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Résumé de these

L’analyse du cisaillement cosmologique est aujourd’hui un puissant moyen d’étude des pro-
priétés statistiques du spectre de la matiere noire, quelle que soit sa nature. On a montré récemment
que l'approche tomographique permet de contraindre I’équation d’état de I’énergie sombre. Aujour-
d’hui, des relevés de galaxies de plus en plus vastes et profonds permettent d’analyser le cisaille-
ment et de contraindre les parametres cosmologiques avec une précision encore jamais atteinte.
Parallelement, il est nécessaire d’affiner les méthodes d’extraction du signal tout en controlant le
biais qui pourrait conduire a une interprétation cosmologique erronée.

Le sujet de cette these s’inscrit dans ce contexte scientifique.

On y décrit la méthode d’extraction du signal, qui est ensuite appliquée aux données des
relevés CFHTLS-Wide et CFHTLS-Deep. Les résultats de cette analyse démontrent le potentiel
prometteur de cette derniere génération de relevés. D’autres aspects liés a 'interprétation du signal
mesuré et aux différents types de biais susceptibles de 'affecter sont abordés.



Title

Analysis and interpretation of

the cosmic shear signal

Thesis Summary

Cosmic shear analysis has proven to be a powerful tool for the investigation of the statistical
properties of the power spectrum of dark matter fluctuations without making assumption on his
nature. Recently it has been shown how tomography can give constraints on the evolution of the
equation of state of dark energy. Deep and wide surveys, like the CFHTLS, LSST SNAP and
DUNE are being performed today or the will start very soon. Their aim is to use the cosmic
shear signal to get cosmological constraints with a precision never reached before. In fact, due
to the sensitivity to the evolution of the density matter fluctuations, cosmic shear constraints are
complementary to those derived by the cosmic microwave background analysis. On the other hand,
we need to refine the method used to estimate the cosmic shear signal and to limit the bias that
could affect the cosmological interpretation. This thesis is made with that purpose. I describe the
aspects of cosmic shear measurement, and present the results of the cosmic shear analysis of the
first release of the CFHTLS Deep and Wide survey. Also the results of a first tomographic study
are presented showing the potential of this new generation of cosmic shear surveys. Throughout
this work different sources of bias are explored, especially the bias related to the method used
to estimate the shear signal. I also talk about some signal interpretation aspects, such as the
evaluation of the cosmic variance and the effect of masking on the expected signal. Finally, I give
conclusions and explicate future prospects.
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Chapitre 1

Introduction

La compréhension de la formation des structures a grande échelle dans 1'Univers représente
une des questions centrales de la cosmologie des dernieres années. Grace a des observations de
plus en plus nombreuses et précises, il a été possible d’accumuler les évidences convergeant vers
une description exhaustive et cohérente des principales propriétés de 1’Univers. L’homogénéité
de I"Univers a grande échelle est indiscutablement une hypothése solide, en accord avec les
observations des grand relevés de quasars (QSOs) et de galaxies. De méme, 1’observation du ray-
onnement cosmologique fossile (CMB) et de la distribution de ses fluctuations de température
confirme son isotropie. Des fluctuations quantiques primordiales dont ’origine reste aujourd’hui
mal comprise, seraient a ’origine des ces fluctuations du CMB et de la formation des structures. L’
amplitude de ces inhomogénéités aurait augmenté progressivement sous l'effet de la gravité pour
finalement produire des systéemes denses autogravitants par effondrement gravitationnel. La dy-
namique des systémes gravitant (galaxies et amas de galaxies), les effets de lentille gravitationnelle
et les propriétés statistiques de la distribution des galaxies a grande échelle suggeérent cependant
que ce modele doivet inclure un ingrédient supplémentaire, une composante dominante de matiere
noire froide dont la nature est inconnue, mais qui doit étre non-baryonique.

L’échelle angulaire a laquelle différentes zones du CMB sont en équilibre thermique au mo-
ment de la recombinaison suggere par ailleurs que I’Univers ait connu une phase d’expansion tres
rapide (quasi-exponentielle) avant ’époque de la recombinaison. L’hypothese de l'existence d’une
phase d’inflation permet de résoudre un certain nombre de paradoxes des modeles d’Univers de
Friedmann-Roberston-Walker (platitude, horizon, monopoles). Elle conduit & des prédictions re-
marquables sur les propriétés du spectre des fluctuations initiales (loi de puissance, invariance
d’échelle, champ gaussien) qui peuvent étre aujourd’hui soumises a ’épreuve des tests observation-
nels.

Mais la découverte la plus inattendue et fascinante de cette décennie est sans conteste I’accélération
de l'expansion de I"Univers. Les mesures des courbes de luminosité des supernovae de type Ia (SNIa)
lointaines montrent une progression avec le redshift qui ne peut pas étre expliquée si I’'Univers ne
subit pas une accélération. Il en résulte que la distance de luminosité doit contenir un terme
supplémentaire a la composante matérielle ou a la courbure qui agit comme une pression négative :
I’énergie sombre. Tout comme la matiére noire, cette composante est de nature totalement in-
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connue. Elle représente certainement une contribution de ’énergie du vide. Mais sa valeur étant
plus de 120 fois plus faible que celle prédite pendant I’inflation, les physiciens se trouvent confrontés
a une nouvelle énigme: comment ’énergie du vide a t-elle pu s’atténuer d’un facteur supérieur a
1007

L’exploration des propriétés de I’énergie sombre est donc une des belles aventures des prochaines
décennies et il est donc important de trouver les outils et les méthodes d’investigation poussée.
L’analyse du CMB, qui est capable de fournir les meilleures contraintes sur beaucoup de parametres
cosmologiques, ne peut pas révéler des informations tres riches sur I’énergie sombre. En effet, le
CMB est au premier ordre un instantané de 1'Univers a z & 1000, il ne peut pas donner une
réponse univoque sur la nature de l’énergie sombre car son empreinte est portée principalement
par les événements de I’histoire récente de I'Univers. Ce n’est pas le cas pour d’autres approches,
comme les observations des supernovae, les effets de distorsion gravitationnelle, les amas de galax-
ies, les oscillations acoustiques des baryons, les observations de la forét Lyman-alpha, ou toute
autre observation de ’Univers proche (relativement au CMB, c’est a dire pour des redshifts de
Pordre de 1). C’est la raison pour laquelle les expériences futures avec SNAP, DUNE et LSST,
dont les objectifs sont d’exploiter de fagon systématique les mesures de distance des SNIa et du
cisaillement cosmologique, ouvrent tant de perspectives. Ce sont en effet deux voies indépendantes
et complémentaires pour étudier le comportement de 1’énergie sombre.

L’analyse du cisaillement cosmologique est parmi les techniques les plus efficaces pour connaitre
les propriétés de la distribution de matiere dans I’Univers. Un peu paradoxalement, c’est a ce titre
qu’elle apparait comme un outil d’investigation de I’énergie sombre.

L’analyse du cisaillement gravitationnel cosmologique et son interprétation cosmologique est
I’objet de mon rapport. Dans une premiere partie, j’y rappelle brievement les notions cosmologiques
qui seront utiles & la compréhension de ’ensemble de mon travail. Les définitions concernant la
déflexion de la lumiere y sont rappelées, en soulignant comment il est possible, a travers la mesure
du cisaillement cosmologique, de connaitre les propriétés statistiques de la distribution de matiére
dans I’Univers. L’analyse du cisaillement cosmologique dans les données du CFHTLS représente la
partie principale de mon doctorat et sera donc 1’élément central de cette these (chap. 5). D’autres
points strictement corrélés tels que I’évaluation des effet non gaussiens dans la mesure du cisaille-
ment cosmologique (chap. 6) ou celui du masking dans la reconstruction du spectre (chap. 7) seront
abordés dans une deuxieme partie. Ces questions sur lesquelles j’ai focalisé mon attention pendant
cette derniére année d’étude sont parmi les points clefs pour pousser I’analyse du cisaillement cos-
mologique au-dela des limites actuelles. A ce sujet, le chapitre 8 présente une étude sur la fagon de
réduire le biais dans I’estimation du cisaillement a partir des images astronomiques. La conclusion
de cette these porte sur une analyse conjointe des données VIRMOS-Descart, CFHTLS et RCS.
Cette comparaison, que I'on aimerait étendre a tous les relevés de cisaillement gravitationnel cos-
mologique publiés ces dernieres années, vise a établir quantitativement ’accord entre les différentes
données et mesurer ainsi la fiabilité des résultats du cisaillement cosmologique.



Chapitre 2

L’Univers a grande échelle

Cette section introduit les grandeurs caractéristiques qui décrivent 1’évolution des fluctuations
de densité de matiere, depuis leur origine pendant les premieres phases d’expansion de I’Univers,
a travers toutes ses différentes époques et jusqu’a nos jours.

2.1 Introduction

2.1.1 Le spectre primordial

La formation des structures dans I'Univers peut étre naturellement décrite par 1’évolution du
champ de fluctuations de densité de matiere. Il est définit de la fagon suivante:

x,t) — p(t

d(x,t) = M (2.1)
p(t)

ol p(x,t) est la densité de matiére & la position désignée par la coordonnée comobile x et par la

coordonnée temporelle ¢, et p(t) est la densité moyenne au temps t. Le champ §(x,t) est supposé

étre homogene et isotrope et peut généralement s’exprimer par ses composantes de Fourier:

S(x,t) = / d® ko (k,t) exp(ikx) (2.2)

ot k représente le vecteur d’onde. On peut décrire les propriétés du champ de fluctuations §(x,t)
en mesurant ses moments. Les théories inflationnaires prédisent que la distribution des fluctuations
primordiales serait décorrelée et que leur distribution en amplitude est Gaussienne. Dans ce cas,
les moments d’ordre deux décrivent completement le champ des fluctuations.

La fonction de corrélation entre deux points x et y = x+r (ot on a sous entendu la dépendance
temporelle) d’un champ statistiquement isotrope et homogéne dépend uniquement du module de
la distance r entre les deux points:

&s(r) =< 6(x)o(x+r) > (2.3)
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La transformée de Fourier de la fonction de corrélation est le spectre de puissance des fluctuations
P(k):
< 0(k)6* (k') >= (2m)*6 pse—ry P (k) (2.4)

qui décrit completement les propriétés statistiques de la distribution de matiere apres I'inflation.
On indique avec f* le complexe conjugué d’une quantité complexe f et dp dénote la fonction
de Dirac. Cependant, a cause de 'effondrement gravitationnel des structures, le spectre s’écarte
progressivement de sa distribution initiale et des caractéristiques non-gaussiennes apparaissent. Le
spectre primitif P;(k) (i.e. aprés l'inflation) est généralement supposé invariant d’échelle (spectre
de Harrison Zeld’ovich) et s’écrit donc P;(k) = A k, ol A est une constante de proportionnalité
dont aujourd’hui on ne peut pas encore prédire I'amplitude. On décrira ensuite comment cette
valeur peut étre déterminée par des observations.

La description de I’évolution du spectre est alors contenue dans la fonction de transfert, T'(k):

Prec(k) = T2(k)PZ(k) ) (25)

mais n’est valide que dans 'approximation du régime linéaire ou les modes restent découplés.
Les propriétés de cette fonction de transfert sont abordées dans la section suivante. J’y discute
comment les fluctuations de matiere évoluent dans le régime linéaire a partir du spectre initial,
jusqu’a I’époque du découplage matiere-radiation, époque apres laquelle les fluctuations de densité
évoluent sous 'action de la gravité et de I'expansion de I’Univers.

2.1.2 Dynamique de I’Univers

L’évolution du spectre de fluctuations primordial dépend de la dynamique de I’Univers. Elle est
décrite par I’évolution de sa métrique via les équations de Einstein. Sous I’hypothese d’homogénéité
et d’isotropie, la géométrie de ’espace-temps peut étre décrite par la métrique Friedmann-Robertson-
Walker (FRW):

ds? = Adt? — a(t)*[dw? + fr(w)(d6? + sin®(0)dp?)] (2.6)

ou c est la vitesse de la lumiere, ¢ la coordonnée temporelle, w 8, ¢ sont les coordonnées spatiales
sphériques. Le parametre a(t) tient compte de ’évolution temporelle de la partie spatiale de la
métrique. La métrique FRW décrit & la fois une sphere (K > 0 ), une parabole (K < 0 ) ou une
géométrie Euclidienne ( K = 0 ), selon 'expression de fi(w):

K=Y2sin(KY?w) siK >0
fr(w)=<¢ w siK=0
(—K)~Y?sinh((—K)Y?w) si K <0

ou K est le parametre de courbure.

Le redshift est le décalage spectral qui affecte les rayons lumineux, da au fait que la partie
spatiale de la métrique change avec le temps. On peut démontrer cet effet de la fagon suivante. On
considere une source S et un observateur O. La source émet un photon au temps t; qui sera regu
par l'observateur a l'instant t,. On définit la distance comobile a l'instant ¢ comme la quantité
|ds|¢/a(t). Sila source et 'observateur n’ont pas du mouvement propre la distance comobile wgo

10



est donc constante. Pour un rayon de lumieére ds?> = 0 et donc:

S ts
/ dw = / C;‘lt = Const
o) to(ts) a(t)

c’est a dire que l'intégrale ne change pas avec le changement du temps d’émission ¢5 et donc:

dto a(to)

dte  afts)

Deux photons qui sont émis avec un intervalle de temps dt; sont regus par 1’observateur avec un

intervalle de temps dtg = Zgo;dts . Une série d’impulsions lumineuses séparées par un intervalle

de temps dt définit un signal de fréquence v = 1/dt et aussi de longueur d’onde A = dt/c:

Vs

Vo

On définit le redshift z = % — 1 qui exprime directement le changement de longueur d’onde
de la lumiere pendant sa propagation. En général on suppose le parametre de ag = 1 a ’époque
actuelle et donc @ = (z + 1)1, Vu sa définition, le redshift représente un parametre naturel avec
lequel décrire la “distance” des sources cosmologiques.

Pour une cosmologie FRW les équations d’ Einstein s’écrivent:

(2) = 5 (073

ou I'on a supposé que le tenseur énergie-impulsion 7}, du fluide cosmique est celui d’un fluide
parfait, caractérisé par une densité p et une pression P dont les seuls éléments non nuls sont:
Too = pc? et Ty; = P pour i = 1,2,3 et dont I'équation d’état est P = wpc?.

On définit le parametre de Hubble H(t) = %(t). Ces équations sont vraies & tous les temps et
aussi a I’époque actuelle caractérisée par le parametre temporel tg. On a défini le paramétre de den-
sité Qo = po/po.crie et le parameétre de courbure Qo = —Kc? /(Hiag) oul po crit = % représente
la densité critique & 1'époque actuelle (i.e. la densité pour laquelle K = 0). La conservation de
I'énergie-impulsion peut étre obtenue en imposant 7! = 0, ce qui conduit a:

da?

d
—[a*c?p] = —3PE (2.8)

ce qui donne:
d[pa® )] = 0 (2.9)

Pour ce qui concerne ’équation d’état des photons et de la matiére on a respectivement wo = 1/3
et wy = 0, et donc p, x a™* et p,, x a3 ce qui comporte une différente perte d’énergie de la
matiere baryonique et des photons pendant I'expansion de I’Univers donnée par 1’équation:

H(z) = Hoy/ (@014 2)* + Qro(1+ 24+ (1+2)20c0) (2.10)
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ott on a définit €, ¢ Q2,0 les parametres de densité de la matiere et de la radiation ’époque
actuelle et puisque & I’époque actuelle la matiere domine la radiation €, o = Qo (dans la suite on
écrira simplement 2, a la place de €, o sous-entendant que ce parametre est mesuré a 1’époque
actuelle). Encore, ’équation 2.10 implique Qo = 1—8g ce qui montre la signification de la densité
critique. Si pg > po,erit & UN certain instant I’'Univers commence a se contracter grace a l'interaction
gravitationnelle, dans le cas contraire il continuera & s’étendre pour toujours. La densité critique
est la densité pour laquelle I’Univers continue son expansion avec une vitesse nulle dans la limite
t — oo. L’ équation 2.10 a aussi deux implications fondamentales. La dynamique de I’Univers, qui
est donnée par le parametre de Hubble, change au cours de son histoire: dans une premiere époque,
sa dynamique est dominée par la rayonnement, puis la matiere et le parametre de courbure vont
progressivement déterminer son devenir. On verra dans le paragraphe 2.6, que I'introduction d’une
nouvelle composante, 1’énergie sombre, modifie la dynamique de 1’équation 2.10. Enfin, par le fait
que I"Univers est en phase d’expansion, en arriere dans le temps (i.e. t — 0 ) le parametre a(t) — 0
tandis que la densité devient infinie. On appelle cette singularité a ¢t = 0 Big Bang.

2.2 Evolution des fluctuations: phénoménologie

On considere une sur-densité p, homogene et sphérique de rayon b dans un champ de densité
moyenne p,. On peut considérer cette sur-densité, comme un univers isolé du reste de I’Univers
défini par un parametre de densité locale py/p, = @ > 1. On définit de la méme fagon les
parametres de Hubble H, et H; tels que

G 2 881G
2 _ 2
Hp = 3 PR et H; = —3 Pa (2.11)

Le contraste de densité 6 = (py — pa)/pa est alors donné par:

3c?

o~y ————
8rGb2p,

(2.12)

ou on a utilisé le fait que dans le régime linéaire Hb2 — H? ~ 0. De plus, dans le régime linéaire
2 (car p, o< a™%), tandis que
pendant ’époque dominée par la matiere § oc a (car p, oc a=3). L'effondrement de la structure

b x a et donc pendant I’époque dominée par le rayonnement § x a

engendre une onde de pression dans le fluide qui s’oppose a la croissance de la fluctuation. Pour
suivre son évolution, il faut alors comparer deux temps caractéristiques: le temps d’effondrement
gravitationnel et celui que I'onde de pression emploie pour effacer la sur-densité. Le premier est
: 1
donné par tgrqu ~ Werns
de pression. Donc, I'effondrement peut se produire lorsque tgrqy < tpress - On définit la longueur

de Jeans,

L. Le second est tpress = ci ou ¢y est la vitesse caractéristique de 'onde
<

Cs Cs

~

\/pr B VGpa ’

1. Le potentiel gravitationnel associé & la masse M; de densité constante p;, est ® = GM,/b. La force gravita-

T, = (2.13)

o 2
tionnelle ressentie par une masse m & la position ¢ < b est donnée par f = —mV®(c) = m%. C’est formellement
sz . , . . d?c _ 2 7\/47-er5 - _ 2 1

I'équation d’un oscillateur harmonique 7 —w®c avec w =1/ —5** , dont la période T' = =7 Jon
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comme la taille maximale au-dela de laquelle les fluctuations ne peuvent plus croitre. Dans un
Univers dominé par le rayonnement ¢ ~ 1/3¢? la condition d’effondrement devient:

c

V3Gp,

Cette taille caractéristique correspond approximativement & celle du rayon de Hubble dfy = cH !
et représente celle de 'horizon (i.e. la distance maximale que les photons ont pu parcourir depuis

b >

(2.14)

le Big bang). Ainsi, puisque la taille de I’horizon croit avec le temps, les fluctuations de différentes
tailles entrent progressivement dans 1’horizon et stoppent donc leur croissance. En revanche, pen-
dant I’époque dominée par la matiere, ¢; = 0, et donc toutes les fluctuations peuvent s’effondrer
indépendamment de leur taille.

Pendant ’époque ou la taille des fluctuations est plus petite que ’horizon et jusqu’a la recom-
binaison, d’autres effets sont susceptibles de modifier leur aspect. Le destin des baryons et celui
des particules de matiere noire non collisionnelle est néanmoins différent. En ce qui concerne les
fluctuations de matiere baryonique, leur destin est déterminé par 'effet de free streaming ou amor-
tissement non collisionnel lié & la présence de matiére noire et par I'amortissement de Silk (Silk
damping) résultant des interactions entre les baryons et les photons. Dans les premiéres phases de
I’Univers ces interactions qui sont plus précisément des diffusions Thompson sont si fréquentes que
I’on peut considérer ’ensemble photons-électrons comme un seul fluide. Les photons sont libres de
diffuser dans des régions moins denses et donc & cause des interactions avec les électrons trans-
portent la matiere baryonique hors des sur-densités. Les sur-densités dont la taille est du méme
ordre de grandeur ou plus petite que la taille maximale parcourue par les photons dans leur marche
au hasard jusqu’a ’époque de la recombinaison sont alors gommeées. Quand I’époque de la recombi-
naison approche, le libre parcours moyen des photons augmente et ces interactions deviennent plus
rares puis s’estompent. L’effet de free-streaming est aussi capable d’effacer les fluctuations dans
la composante baryonique; en effet la matiére noire n’interagissant pas avec les photons, ceux-ci
peuvent diffuser dans des régions sous-denses. Toutes les fluctuations dont la taille est comparable
au parcours effectué par les particules de matiere noire peuvent ainsi étre gommées 2.

L’échelle maximale des fluctuations qui vont s’amortir puis disparaitre dépend de la nature de
la matiére noire . Pour des modeéles de matiere noire chaude (HDM) le libre parcours moyen est
plus élevé, ce qui efface toutes les structures dont la taille est plus petite que = 40 Mpc. C’est
typiquement la taille des super-amas. Dans le cas de modeéles de matiére noire froide (CDM),
cet effet est négligeable et aucun obstacle ne s’oppose a une formation de structures de petite
taille. Cependant, I’expansion intervient aussi dans le processus de croissance des structures. Si
elle est trop rapide, leffondrement (collapse) gravitationnel peut étre stoppé. Lorsque le temps
caractéristique d’expansion te,p = % = 1/+/Gp, pendant 1’époque de rayonnement est inférieur

a celui de I'effondrement d’une fluctuation de matiere noire, tgrqp = , effondrement n’est

1
Gppm
pas possible. On peut traduire ces résultats trouvés dans la description de 1’évolution du spectre

de matiere noire:

2 ~ ~
(@) :/|5k|2d3koc\6k|2k3. (2.15)
p

2. En réalité la situation est plus complexe car la matiére noire peut condenser librement et par conséquent
entrainer préférentiellement les baryons dans les régions ou la matiére noire est sur-dense.
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Dans la phase ou 1'Univers est dominé par le rayonnement, pour un mode de taille car-
actéristique inférieure a I’horizon on a k << keguyiv :

|63 |2 k% ~ Cost — |6* x k73 . (2.16)
Si la taille caractéristique reste toujours plus grande que 1'horizon alors:
|6k |2 k3 o [0ko |2k — 6p o K . (2.17)

La fonction de transfert dans ces deux cas limites est donc respectivement T'(k) o< k=2, pour les
modes avec k << kequiv, €t T'(k) = 1, pour les modes avec k >> keguyiv-

2.3 Limites de ’approche phénoménologique

La phénoménologie de la formation des structure ne décrit que dans ses grandes lignes 1’évolution
des fluctuations de densité. La physique de la croissance des structures cosmologiques est plus
rigoureusement décrite par la résolution des équations de conservation (équation de conservation
et d’Euler) couplées entre les différentes especes et les équations d’Einstein dans une métrique
perturbée, ou des perturbations stochastiques de la métrique d’origine quantique sont la source des
fluctuations initiales. Dans le cas le plus simple on suppose des perturbations stochastiques scalaires
(i.e. la métrique est perturbée au premier ordre en utilisant deux champs scalaires stochastiques).
L’évolution des fluctuations dépend alors de leur nature.

Dans le cadre des modeles inflationnaires, les fluctuations quantiques engendrées sont de type
adiabatique (i.e. préservent leur entropie dans l’espace). La résolution des perturbations dans le
fluide couplé comporte 1’écriture d’un systeme hiérarchique pour le plasma baryons-photons pour
chaque mode k. La résolution de ce systeme donne des fluctuations de température des photons.
Bien qu'il s’agisse d’un systeme couplé de longueur infinie, il est tout de méme possible d’effectuer
des approximations qui permettent de couper la hiérarchie. La figure 2.1 montre I’évolution d’un
mode k obtenu avec cette approche. On voit qu’apres 'entrée dans I’horizon la perturbation de
densité de la matiere baryonique reste couplée a celle du rayonnement, et cela jusqu’a la recom-
binaison. Puis les fluctuations de matiere baryoniques peuvent croitre de nouveau. Le plasma est
sujet a des oscillations acoustiques tandis que les fluctuations de matiere noire peuvent continuer
de croitre avec un taux qui dépend du facteur d’échelle comme o In(a). Apres la recombinaison les
fluctuations de matiére noire ont alors une amplitude beaucoup plus élevée que celle des baryons.
Ceux-ci tombent alors dans le potentiel crée par les particules de matieére noire pour former les
structures.

La présence de la matiére noire permet donc d’expliquer comment les structures parviennent a
se former relativement rapidement en dépit de la pression et de I'expansion qui affectent fortement
les baryons. En fait, le contraste de température AT /T ~ 10> & I’échelle comobile des structures
mesurée dans le CMB, qui peut étre mis en relation avec dp/p baryonique, ne pourrait pas expli-
quer des contrastes de densité dp/p >> 1 observés a I’époque actuelle si on excluait la matiere
non collisionnelle. La figure 2.1 montre comment dans la réalité la situation est plus compliquée,
mais le comportement général reste le méme que celui donné par la description phénoménologique
précédente. Pour les modes dont la taille reste toujours plus grande que celle du rayon de Hub-
ble pendant l'ére radiative, P(k) o k aprés la recombinaison. Pour les modes avec k << ke,
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F1G. 2.1 — Passage d’une fluctuation primordiale d travers Uhorizon (Hu 1995). On voit l’évolution
des fluctuations pour les différents composants.

P(k) o< k=3. Pour rendre compte de cette histoire, il est possible de trouver des ajustements de la
fonction de transfert T'(k) et de la caractériser par le parametre I' = ,,,h? qui détermine la forme
du spectre. Pour les limites k — 0 et k — oo on retrouve respectivement P(k) o< k et P(k) o< k3.

2.4 Normalisation du spectre

Outre la forme du spectre de puissance, il faut aussi connaitre son amplitude et donc déterminer
sa normalisation, A. L’inflation ne prédit malheureusement pas sa valeur et il est donc indispens-
able d’avoir recours aux observations astronomiques pour la mesurer. Plusieurs approches sont
possibles. La premiere est une mesure de la normalisation du spectre donnée par ’amplitude des
fluctuations du champ de température du CMB a tres grande échelle, notamment grace a COBE.
Cette normalisation a ’avantage de se fonder sur les échelles correspondant au régime linéaire des
perturbations et peut donc étre directement utilisée comme une référence de A. La deuxieme est
basée sur les comptages de galaxies. On mesure les fluctuations de densité du nombre de galaxies
dn a I’époque actuelle sur une spheére de rayon R = Sh™!Mpc. En supposant que la mesure ne
soit pas biaisée, c’est a dire que les fluctuations du nombre de galaxies suivent les fluctuations de
densité de matiere, on obtient:

n

<5—">R - /d?’k;P(k,o)W(kR) ~1, (2.18)

et I'on appelle usuellement cette quantité og. La masse contenue dans cette sphere correspond a
celle d’'un amas de galaxies ~ 105 M. Du point de vue dynamique cette échelle indique que les
amas sont les structures qui aujourd’hui établissent la transition vers le régime non-linéaire. La
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constante og ne peut donc pas a priori étre reliée a la constante de normalisation A sans un modele
d’évolution non-linéaire qui établit le lien entre ces deux parametres. Dans la pratique, on voit
que la relation entre A et og ne dépend pas trop de ’évolution non-linéaire du spectre, cela parce
que l'écart au régime perturbatif est encore faible pour <%p>R ~ 1. Pour cette raison, aborder la

normalisation du spectre en terme de og a effectivement un sens.

2.5 Evolution des fluctuations apres la recombinaison

Pour décrire I’évolution du spectre apres la recombinaison, on part des équations d’Euler et
de Poisson pour suivre 1’évolution du fluide de matiere en fonction du champ de gravité et de
I'expansion de 'Univers [Bernardeau et al. 2002]. Les équations d’Euler et de continuité du fluide
peuvent étre obtenues en exprimant, via les moments de I’équation de Vlasov, la conservation
de densité du fluide f(x,p,t) dans I'espace des phases (x,p). Dans un espace en expansion il est
pratique d’utiliser des coordonnées comobiles x(t) et un champ de vitesse comobile x(t):

r(t) = a(t)x(t) et v(t) = H(t)r(t) +u(t) (2.19)

ou a(t) est le facteur d’expansion de I’Univers et u(x,t) = a(f)x est la vitesse particuliere du

fluide par rapport au mouvement d’expansion d’ensemble. On définit aussi le potentiel ® tel que
1dp _ du

% = 9p = —aV®, relatif aux sur-densités locales:

i of  of, of.
@ = ot T ax* T apP (2.20)

_ of,  pof Of _
= 8t+a2m8x mapvfb(x)—o,

ou l'on a utilisé la relation reliant la vitesse et 'impulsion u = p/m, ott m est la masse des particules
du fluide.

Les moments de la distribution f(x,p,t) sont définis par:

/ Epf(x,pt) = px;t)
/ d3p%f(x,p,t) = p(xt)u(x,t) (2.21)
/dgp;i:éf(x,p,t) = p(x,t)[ui(x,t)uj(x,t)—|—aij(x,t)]

ol 0;; est le tenseur des contraintes du fluide. Dans la suite on ignorera ce terme qui concerne la
déviation par rapport a un seul flot dans I’espace des phases en posant 0;; = 0. Cette approximation
est vraie dans le cas d’un fluide parfait sans pression. Dans le cas de chocs ou de vortex cette
approximation n’est plus valable. En ce qui nous concerne, il s’agit de phénomeénes qui se situent
bien au-dela des régimes linéaire et perturbatif non linéaire auxquels on s’intéresse ici et nous ne
les discuterons pas.
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Les moments d’ordre zéro et du premier ordre de ’équation 2.20 donnent le systéme:

% = %V[l + d(x,t)u(x,t) (2.22)
au((;,t) . % () V)u(x) = —H(t)u — 2V<I>(x,t) (2.23)
AD = 4xGa(t)2p(t)d(x.t) , (2.24)

ou I’équation 2.24 représente I’équation de Poisson exprimée en coordonnées comobiles. La résolution
du systeme 2.22; 2.23 et 2.24 est compliquée. Toutefois, on peut utiliser 'approximation linéaire
et perturbative non linéaire pour trouver des solutions analytiques.

2.5.1 Le régime linéaire

Dans le cas ou le contraste de densité est beaucoup plus petit que I'unité et que le gradient de
la vitesse particuliere du fluide est petit par rapport a la constante de Hubble H, on a:

1 0u,;
[0] << 1 et - ot
a@xj

<< H

On peut donc écrire au premier ordre:

a6 1

0% aob

o + aat = 47TG[75

Les solutions du systeme 2.25 sont de la forme:
d(x,t) = Dy (t)0+(x) + D_(t)d—(x) (2.26)

et donc les modes du spectre de puissance P(k,t) évoluent de fagon indépendante et peuvent étre
décrits selon la loi suivante:
P(kt) = [D4 0P P(K), (2.27)

ou P(k) est le spectre post-recombinaison. L’expression de D4 (t) dépend du modele d’Univers
considéré.

Dans un Univers Einstein de Sitter (€2, = 1, Qx = 0) on a D4 (t) = a(t) qui concorde avec le
résultat trouvé avec l’approche phénoménologique pour un Univers dominé par la matiere. Dans
un cas plus général on peut I'exprimer de la facon suivante:

5

Di(a) = S H(@) 2 /O t_da

T (2.28)

2.5.2 Le régime perturbatif non linéaire

Le régime linéaire est de moins en moins valable au fur et & mesure que ’on se rapproche
de I’époque actuelle ou que 'on s’intéresse aux petites échelles. On peut néanmoins trouver des
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solutions perturbatives du contraste de densité. Pour cela il est plus pratique de travailler dans
I’espace de Fourier. Si on prend la divergence de ’équation 2.23 on trouve:

%(Vu(x,t)) + H(t)Vu(x,t) + %u(x,t)V(Vu)(x,t) = —EA@ (2.29)

On peut donc remplacer directement ’équation de Poisson dans 1’équation 2.29. La transformée
de Fourier de ’équation 2.29 et 2.22 donne alors:

o5(kt) 1~ ~ ~
% T 0kt) = - / k1 d*Ka S, 41000 (K1,1) (ka2 t) (ks k2) (2.30)

a0 (k.t)
dt

- - 1 _ -
+ H(t)0(k,t) + 4nGapé(k,t) = - /d3k1d3k25(k:k1+kz)9(k17t)9(k2,t)ﬂ(k17k2)

ou on a défini:
k1 + ka|*(kaks)
2k3k3

(k1 + ka)kq

Oé(k17k2) = k2 et ﬁ(kl,k2) (231)
1

et 9(x,t) = Vu(x,t) On décrit alors le contraste de densité comme une série des puissances du
contraste de densité en régime linéaire:

t) = i 6™ (x,t) (2.32)

ot 6 (x,t) o< (6 (x,8))™ et 8™ (x,t) est le contraste de densité en régime linéaire.

De la méme fagon on développe 6(x,t) comme:

oo

O(x,t) =Y 0™ (xt) (2.33)
n=1
ot M) = 85— (premiere équation du systeme 2.25 ).

Dans le cas Elnsteln de Sitter, dans ’espace de Fourier les équations 2.32 et 2.33 deviennent:
Z a"(t) 0™ (k) et O(kt) = Z a™ ()0 (k (2.34)

ot 6™ (k) et (™ (k) sont donnés respectivement par:

~ 1 ~ ~
s (k) = / d*qy o / d%an 0D (k=(q1 +.qn)) F(A1sesan)0 (q1)...0 M (an)  (2:35)

~ 1 ~ ~
0" (k) = /d3q1W~-~/d3QnW D (k=(aqrt..qn)) G(A1ssAn)0 (q1)...0 (an)

F(q1,-,9n) et G(q1,...,dn) expriment le couplage entre le mode k et tous les autres. Ces fonc-
tions peuvent étre évaluées pour n’importe quel ordre grace & des lois de récursivité (voir aussi
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[Bouchet et al. 1992] pour une dérivation).

R =1 (2.36)
5 laigz ;1 | ¢ 2 (q192)?
P o= 2+4- &y 2
2 72 ((J1Q2) (Q2 ) 7 (Q%qg)
Gy =1
3 laigaz ,¢1 @ 4 (q192)?
Gy = 4+ By Z A
? 7 2(qige) (qg Q1) 7 (qiq3)

Dans le cas plus général on remplace a(t)"™ avec D ()™ dans I’équation 2.32 et on utilise la relation
2.25 pour trouver 'expression de 0(x,t), §(x,t) . Elle est alors injectée dans 2.30 pour retrouver la
nouvelle expression de F(qy,...,qn) et G(q1,...,an). Cependant, Bouchet et al. (1992) ont montré
que la dépendance de ces fonctions avec le modele cosmologique choisi est petite.

2.5.3 Evolution non linéaire et non-gaussianité du champ

En régime linéaire les modes restent découplés, la gaussianité du champ primordial reste alors
conservée. Toutefois, d’apres 1’équation 2.35, on constate que des le régime perturbatif on s’écarte
des propriétés gaussiennes du champ J. C’est une conséquence de I’apparition du couplage entre les
modes. Ce processus est facilement expliqué en termes de I’évolution du collapse gravitationnel. En
effet, au fur et & mesure que les structures s’effondrent le champ § devient asymétrique (la valeur
des pics négatifs (sous-densités) est fixée par le fait que p > 0. La valeur des pics positifs (sur-
densités), en revanche, augmente de plus en plus. En plus de la variance, il faut alors connaitre les
autres moments pour déterminer les propriétés du champ. Le premier ordre de non gaussianité du
champ ¢§ est donné par les statistiques & trois points. Si on considere le développement perturbatif
illustré plus bas on trouve:

< 0(x1)0(x2)0(x3) >= <((5(1)(x1)(5(1)(X2)6(2)(X3)> + 2 termes obtenus par permutation (2.37)

Les termes portent tous la méme contribution, donc il suffit de multiplier par 3 le résultat concer-
nant une des composantes.

Dans le cas d’un Univers Einstein de Sitter, un changement de variable dans l’expression
F5(ky,k2) donné par 2.36, donne:

1 2(k-(k-k))32~, , ~
6™ (k /d3k’ |k,|2 + m)k- (k — k') + ?wd(k’)d(k— k') (2.38)

On obtient donc:

3 31,/ 3 3
< 6(x)8(x2)8(x3) >~ 3 / %a(t) / %a(t) / (d27l:)l3a(t) / (;;"’/Za(t)

< 6(k)d(k — K')d(k2)d(ks) > Fa(k — K k) exp(i(kyxy + koxs + kx))

En utilisant le fait que §") est un champ Gaussien:

< 6 (kq)6™M (k2)0™M (kg)d ™ (kg) >=< 6™ (k1)6M (kg) >< 6 (ks)d™ (kg) > (2.39)

42 autres termes obtenus par permutation des indices
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La composante qui associe k et k’ est nulle & cause de la fonction F(k,k’); on n’a donc que deux
termes qui demeurent:

< 6(k)d(ka)d(ks) >r~ 6(2m)a(t)* P(k1) P(k2) Fa(k1,k2)0(k; +ka+ka=0)

2.5.4 Le régime non linéaire

La résolution analytique du systéme 2.22, 2.23, 2.24, dans le régime non linéaire n’est pas
possible. Cependant, il est possible de trouver des expressions empiriques du spectre non linéaire
P,;(k) en fonction du spectre P(k) en régime linéaire. Elles permettent d’ajuster le champ des
fluctuations § mesuré dans des simulations a N-corps. Ce type d’approche suggéré pour la premiere
fois par Hamilton et al. (1991) est basé sur une procédure de calibration entre le régime initial
linéaire et un régime final fortement non linéaire. L’hypothese a la base de ce type de calibration est
que le collapse gravitationnel engendre un changement d’échelle. On considére une sphere isolée; la
relation entre la taille initiale r; et finale 7 de la sphere est donnée par: 7¢ = (pr/ppg)/>ri, ol py
représente la densité finale de la spheére et pp, représente la densité moyenne du fond. Cela suggere
que la fonction de corrélation en régime non linéaire &,; a I’échelle r,,; soit liée a la taille r; avant
collapse gravitationnel de la facon suivante:

1= [14 & ()] 2 (2.40)

ot1 £(r) représente la valeur de la fonction de corrélation moyennée dans le rayon comobile r. Avec
cette calibration on peut trouver une fonction f,; telle que:

gnl(rnl) = fnl[gl (7”[)} (241)

Les équations 2.40 et 2.41 permettent de trouver une expression empirique de la fonction f;(x)
en utilisant des simulations & N-corps. Pendant longtemps le modele de “clustering stable 7 (Davis
& Peebles 1997) a été considéré comme celui décrivant le mieux les structures apres effondrement
gravitationnel. Il correspond & un régime dans lequel ’amas est a ’équilibre et isolé par rapport a
son environnement. Le comportement de la fonction f,,;(z) dans les deux cas limites est: f;(z) x x
quand = << 1 (régime linéaire) et f,;(z) oc 3/2 pour z >> 1 (clustering stable) . Cette méthode
permet une description du spectre dans le régime de transition entre les deux cas limites linéaire
et fortement linéaire, les seuls cas qui peuvent étre traités avant I'introduction de cette calibration.
Cependant, il avait été validé par Hamilton et al. (1991) que sur des simulations N-corps avec
Q. = 1. Peacock and Dodds (1996) généralisent ce type de procédure de calibration pour des
autres cosmologies. La calibration proposée par Peacock et Dodds 1996 a été ultérieurement remise
en cause dans son fondement car ’état de “clustering stable” ne semble pas compatible avec une
formation hiérarchique des structures ou les structures semblent accroitre leur masse grace a des
fusions de halos continus. Smith et al. (2003) proposent une alternative basée sur l'ajustement du
spectre en régime fortement non linéaire a celui des modeles de halo. Cette approche devrait donner

3. Dans le régime de clustering stable le contraste de densité doit se maintenir constant et donc &,,; ox a®. Dans le
régime linéaire ’évolution du contraste de densité est décrite par 2.28. Dans le cas Einstein de Sitter qui correspond
au seul cas traité par Hamilton et al (1991), & o a?. Successivement, Carrol, Press et Turner (1992) donnent une
expression treés précise pour I’équation 2.28 en fonction de la cosmologie obtenue par ajustement.
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Fi1G. 2.2 — Différence entre le spectre de fluctuations en approximation linéaire, celui proposé par
Peacock & Dodds 1996 et par Smith et al. 2008 pour trois différentes cosmologies. Du haut en bas:
oCDM (noir) (Q, = 0.3, g = 0.8, h = 0.7 ), ACDM (bleu) (Q, = 0.3, Qy = 0.7, 05 = 0.8,
h=0.7 ) et TCDM (magenta) (A, =1., 0§ =0.6, h =0.5 ).

des prédictions plus fiables & petite échelle. Dans tous les cas, les incertitudes de la représentation
du régime non-linéaire impliquent & ce jour une imprécision de 10 — 15% entre les prédictions et
les données. Le plot 2.2 montre la différence entre I’approximation linéaire, la méthode PD et la
méthode halofit pour trois cosmologies différentes: ACDM, TCDM et OCDM.

2.6 Dynamique de I’énergie sombre

Comme nous 'avons anticipé dans I'introduction, la dynamique de I’Univers actuel suggere
la présence d’une forme d’énergie dont la contribution est aujourd’hui dominante et qui impose
une expansion accélérée de I’Univers. Le modele le plus simple que l'on peut imaginer est celui
d’une constante cosmologique. Elle peut étre insérée directement dans les équations d’Einsten. Les
équations d’Einstein pour une cosmologie FRW et un fluide cosmologique parfait 2.7 avec constante
cosmologique s’écrivent alors:

a\2 &G K At)
— = t) — 2.42
(G) = - 2.42)
a drG 3P(t) A(t)
5 = S (e )+ 2.43
(a) 3 (p( )+ c? * 3 (243)
On définit naturellement Qp = AB(;’{);Z. Cette équation donne P = —pc? analogue & l’expression

des photons et des baryons. Dans le cas d'un Univers plat, hypothése largement confortée par les
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observations des anisotropies du CMB, on trouve:

H(2) = Hoy/(Qumo(1+2)° + Qo(1+ 2)4 + Qa0) (2.44)

A partir d’un certain redshift dépendant de la valeur de A, ’énergie sombre commence a dominer.
La valeur la plus vraisemblable selon ’ensemble des observations actuelles est €24 o ~ 0.7, ce qui
implique que la matiere sombre commence & dominer vers z < 2.

Si d’un c6té les observations cosmologiques concordent avec cette valeur, il est incroyablement
difficile de la justifier sur le plan théorique et notamment de la réconcilier avec 1’énergie associée a
I’état fondamental du champ électromagnétique, ce que I'on appelle densité d’énergie associée au
vide. Des théories qui représentent des extensions de ’action avec laquelle on dérive les équations
d’Einstein, associent cette énergie a un champ scalaire ¢ évoluant dans un potentiel. Le formalisme
de ces théories s’inspire de celui adopté pour construire des modeles d’inflation. Parmi celles-ci, on
trouve les théories tenseur-scalaires, dont les modeles de quintessence représentent une sous-classe
trés populaire. Etabilir analytiquement des équations a partir de 'action de Friedmann modifiées
sort du cadre de cette these. Une discussion détaillée ainsi qu’'une liste exhaustive de références
est présentée dans les papiers Tegmark (2002) et Esposito-Farése (2001) qui représentent une
introduction générale aux théories tenseur-scalaire de la gravitation. En ce qui nous concerne ici,
ce que 'on retiendra, c’est que la définition de ces équations permet de définir, dans le cas des
théories de quintessence, une pression P, et une densité d’énergie p, associée au champ ¢:

pe = o (20+U) (2.45)
Poo= oo~ 50+U6) (2.46)

ou U(¢) est le potentiel cosmologique dans lequel le champ ¢ évolue. En choisissant un potentiel
U(¢) approprié on peut alors, déduire I’expression de H(z) en fonction du redshift. Du point de vue
observationnel, on peut donc trouver des contraintes sur ’équation d’état de I’énergie sombre, w =
P./(c*p;) en fonction du redshift. Selon la fonction choisie pour décrire I’évolution de I’équation
d’état la dynamique de I’Univers change; en particulier, il change le moment auquel I’énergie
sombre commence & dominer ’histoire de I’'Univers. La mesure de courbes de luminosité des SNIa
dont la luminosité a un redshift donné dépend de la métrique de 1’Univers, peut directement
tester I’évolution de I’équation d’état comme développement en série autour du redshift z = 0.
D’un autre cote, la présence de ’énergie sombre, en accélérant I’expansion de I’Univers, ralentit la
croissance des fluctuations de densité de matiere et donc le moment du passage du régime linéaire
au régime non linéaire. L’évolution du contraste de densité est plus ou moins accentué selon le type
d’équation d’ état caractérisant I’énergie sombre. Comme il sera plus clairement expliqué dans la
suite, le cisaillement cosmologique est proportionnel a 'amplitude des fluctuations de densité que
la lumiere traverse et donc le signal mesuré dépend de I’évolution de I’équation d’état de I’énergie
sombre.
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Chapitre 3

Le cisaillement gravitationnel
cosmologique

Dans ce chapitre on décrit le formalisme utilisé dans I’étude du cisaillement gravitationnel
cosmologique, c’est a dire I'analyse statistique de la déflexion de la lumiere sur des échelles cos-
mologiques par les grandes structures de I’'Univers. J’y présente plus particulierement les quantités
et les notations propres a ce type d’analyse (voir aussi les revues Bartelmann & Schneider 2001,
van Waerbeke & Mellier 2003, van Waerbeke & Mellier 2005). L’origine physique du cisailllement
cosmologique peut étre résumée en quelques lignes. En effet, il est connu depuis la formulation de
la Relativité Générale par Albert Einstein 1915, que la distribution de la matiere affecte la trajec-
toire des rayons lumineux. Dans le cas d’une source étendue telle qu'une galaxie, I'image observée
est affectée par une distorsion et une amplification dues a la distribution de la matiére entre la
source et I’observateur. Dans certains cas ces effets peuvent atteindre de fortes amplitudes, lorsque
le champ de gravité subi par les photons est tres intense. Il engendre alors des cas spectaculaires de
lentilles gravitationnelles comme les images multiples et les arcs. De tels cas existent dans la nature
et sont systématiquement répertoriés par les grands relevés d’imagerie astronomiques. Mais le cas
le plus fréquent correspond a des effets de faible amplitude qu’il n’est pas possible de détecter
a loeil. Cependant, si on pouvait connaitre les propriétés intrinseques des sources on pourrait
les comparer avec celles des images observées et déterminer ensuite les propriétés de la densité
de matiere projetée le long de la ligne de visée. Dans la réalité, on ne connait pas les propriétés
intrinseques de chaque source, mais on peut faire quelques hypotheéses concernant les propriétés
statistiques sur leur distribution en ellipticité, les comparer a celles des images, puis en déduire
des propriétés du champ de matiere projetée. Les caractéristiques de ce champ dépendent de la
géométrie de I'Univers, de la nature de ses composantes (matiere, énergie, courbure) et du champ
de fluctuations primordial d(x).
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3.1 L’équation des lentilles

On s’intéresse a la propagation de la lumiere dans la métrique FRW. La séparation £ entre
deux rayons proches appartenant au méme faisceau dans un espace-temps quelconque peut étre
écrite comme (voir annexe A):

d*¢
C5 = TEW) (3.1)
ou A\ est appelé parametre affine et paramétrise les géodésiques. La matrice 7 est appelée matrice
optique de distorsion et son expression dépend des dérivées de la métrique. On peut expliciter
I’équation 3.1 dans un Univers avec une métrique 2.6:
2
% —Kx=0, (3.2)
ol on a défini la distance comobile x = a~'£. On voit donc que la courbure de la métrique K
affecte la géométrie du faisceau et que dans le cas K = 0 elle reste effectivement inchangée, comme
on s’attendait dans le cas d'une géométrie Euclidienne.
Toutefois, la métrique FRW ne tient pas compte des inhomogénéités de matiere locales qui
sont & l'origine des lentilles gravitationnelles. L’équation qui exprime la déformation du faisceau

@) -
/@ Perturbed light ray

/

“j Unperturbed light ray

/ Angular distance

Fic. 3.1 — lllustration de la déflexion d’un rayon de lumiére causée par les inhomogénéités de
matiére entre les sources (4 droite) et ['observateur (4 gauche). o représente 'angle de déflexion,
i.e. la différence entre l’angle observé et celui attendu pour un Univers homogéne. Image fournie
par Yannick Mellier.

due aux inhomogénéités locales peut étre déduite de la fagon suivante. En supposant que la taille
caractéristique des fluctuations est beaucoup plus petite que le rayon de Hubble, que le potentiel
gravitationnel ® correspondant aux fluctuations de densité soit tel que ® << ¢2, que la vitesse
propre v de déplacement des fluctuations soit telle que v << ¢ alors on peut définir une métrique
de Minkowski perturbée au premier ordre post-Newtonien donnée par:

ds? = (1+ i—f)dtQ - (1- i—f)dx (3.3)
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On utilise le principe de Fermat pour en déduire une relation entre la déviation du rayon de sa
trajectoire non perturbée et le champ gravitationnel déflecteur (voir annexe B):

d*x

2
—_—" v, ® 4
T2 CQVL (3.4)

ou V ®(x(0,w),w) indique la différence de la partie du potentiel ® perpendiculaire a la ligne de
visée.
La séparation angulaire comobile x entre deux rayons séparés d’un angle € a la coordonnée
radiale w est alors donnée par:
d’x 2
— = AV, 9x(0,w),w 3.5
= S AV LB(x(8.0)0) (3.5)
ou A indique la différence de la partie perpendiculaire du potentiel gravitationnel entre les deux
rayons. Autrement dit, la séparation entre les rayons change selon la composante des forces de
marée perpendiculaire a la direction de propagation du faisceau.
Les deux contributions, celle due aux inhomogénéités localisées et celle due a la courbure de
I’Univers peuvent étre sommées:
TX  fox = 2 ANV @ (x(0.0),0)] (36)
— —Kx=— x(0,w),w)] . .
dt? c2 +
En considérant un observateur a w = 0 on peut résoudre cette équation différentielle en utilisant
les conditions aux limites:

dx
=0; — =0 3.7
X’wzo " dw lw=0 (3.7)

sans pourtant en obtenir une solution sous forme explicite:

x(0,w) = fx(w)0 — 032/010 dw' fri(w — w)A[V L ®(x(0,w"),w")] . (3.8)

Cependant, dans le cas de faibles déflexions on peut toujours utiliser I’approximation de Born.
Plus précisément dans I'hypothese ou le changement de distance comobile entre les rayons dus
aux perturbations est beaucoup plus petit que la distance comobile sans perturbation par les
inhomogénéités on peut écrire:

x(0,w') — fr(w')6)|

fK(w’)G

ol fr(w')0 est la distance comobile entre les rayons dans un Univers homogene. L’approximation
de Born consiste & évaluer ®(x(0,w),w) en fonction du potentiel ®(fx(w)O@,w) mesuré le long
du rayon non-perturbé et & remplacer la différence A[V | ®] par le gradient de la différence des

<<1 (3.9)

potentiels V| [A®]. A ce stade on peut aussi supposer que AP = P car la séparation entre les
rayons dépend de la variation du potentiel et donc elle reste inchangée si on pose ® = 0 le long du
rayon de référence. On peut donc définir ’angle de déflexion o engendré par les inhomogénéités de
la fagon suivante (la signification géométrique des variables utilisées est représentée dans la figure
4.1):

a(97w) — fK(’U))g - X(e,'IU) _ 2 /Ow dw/M[VLQ(]“K(w/)Gﬂl}/)] (310)

fre(w) T2 fic(w)
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3.2 Amplification et cisaillement gravitationnel

On peut définir le Jacobien qui relie 'angle observé entre les deux rayons et ’angle que 'on
aurait observé dans le cas d’'un Univers homogene. L’équation 3.10 donne donc:

Oa; (0,w) 5 2 w’ fr(w—w')
o0, T a), T felw)

Dans I'approximation de Born la matrice A est symétrique et on peut définir deux quantités, le
cisaillement v = v; + i72 et la convergence k:

A= ( l=r=m " ) (3.12)
—72 l—rk+m

Aij(0,w) =T — Fre (W) @i frc (w') 0] (3.11)

On peut aussi définir un potentiel projeté, ¢(0) tel que:

2 [ frk(w—uw)
Ow)=— dw———= o N0.w'] , 3.13
000) = 5 [ aw S picu! )l w0 (313)
d’ol1 I'on déduit: . 1
K= §(¢,11 +¢o2), 7= §(¢,11 — ¢,22) + 12 (3.14)
Par ailleurs, I’équation de Poisson en coordonnées comobiles 2.24 s’écrit:
3H?
2 0
d=——70,0 1
V2p = = (315)

Cette relation est utile pour exprimer la convergence x en fonction des fluctuations de densité, 9,
et faire ressortir explicitement une partie de la forte dépendance de s en fonction du parametre
cosmologique €,,,.

| 3HZQ,, /“’ oy T @D Fre (w = w') 3 fic (w)0.'] (3.16)
0

K(Ow) = 2¢2 fre(w) a(w’)

Mais cette expression restrictive ne donne la convergence que pour une source placée a une distance
w. En pratique, on mesure la convergence x en moyennant sur un ensemble de sources placées a
différents redshifts et il convient de prendre en compte les propriétés de la distribution des sources

G(w)dw:

w0) = 2000 [ ) i UL (317)
ott la fonction W (w) est donnée par:
7 — o ’ / fK(w — wl)
W(w) = /0 dw'G(w )4fx(w’) . (3.18)

wpg est la distance de ’horizon, définie comment la distance comobile pour laquelle on atteint un
redshift infini.

D’apres I’équation 3.17, les propriétés du champ de matiére peuvent donc étre reliées a celles
du champ bi-dimensionnel x. En effet, soient le spectre bi-dimensionnel P, () de la convergence
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K, et < k()K(l') >= (2m)?6p=r)Px(l) la transformée de Fourier de la fonction de corrélation
de £(r) =< k(0)k(0 + r) >. Comme on pouvait s’y attendre il existe alors une relation entre le
spectre des fluctuations tri-dimensionnel Ps(k) et le spectre & deux dimensions de la convergence
P, (l) (voir annexe C):

P(l)

_9HROZ, /WH W2 (w) ! (319)
0

4ct v a?(w) (fk(w)’w) '

Il faut souligner que les quantités x et -+ sont des fonctions du méme champ scalaire ¢, elles ne
sont donc pas indépendantes. La relation entre ces deux champs est particulierement simple si on
écrit 3.14 dans l'espace de Fourier:

RO = 3B +B)0) et 30) = [ ~B)+ib] 50) (3.20)
ou l1 et Iy sont les composantes de 1 . On déduit alors immédiatement:
5(1) = DO)R() (3.21)
avec:

~ l% — l% + 2il11s

D(l) = i (3.22)

en multipliant par 13;(1) (on remarque que DD* = 1) la relation 3.21, on trouve aussi 7(1) =
D()7(1) . La traduction de 3.21 dans 'espace réel est donnée par la convolution:

5(0) = / Q20D (0 — 0')1(0) (3.23)

ot D*(0) est la transformée de Fourier inverse de 231(1):

02 — 02 — 2i0,0,

PO =gy

(3.24)

La quantité x(0) est réelle et donc on doit avoir Zm[D(0) * v(0)] = 0. Ce qui est vrai, selon la
définition de v ( eq. 3.14). Enfin la relation 3.21 permet de démontrer que le spectre de puissance
de la masse projetée P, (1) et celui du cisaillement P, (I) sont identiques.

3.3 Les statistiques du deuxieme ordre

La mesure la plus directe du spectre P, est celle de la fonction de corrélation:

6(0) = €,(0) =< 10116+ 0)>= [ 15 RI(10) (325)

ou la moyenne <> est une moyenne d’ensemble.
Il est aussi utile de mesurer le champ de convergence ou bien le champ de cisaillement dans une
ouverture circulaire de rayon ¢ avec l'estimateur défini de la fagon suivante:

w0 = [ _ AU0)x(0).5(0) = | aswene. (3.26)

0<Y
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D’une fagon générale on peut toujours relier ces quantités au spectre de puissance :
9 1 oo 9 2 1 oo 2
<R(0)? >= — / lleR(l)< / d¢J0(z¢)U(¢)) =— | 1dP.()[W(v)] (3.27)
2T 0 0 2 0

ol [W(lﬁ)}z représente le filtre que 'on applique au spectre projeté. Grace a la relation 3.23 on
peut réecrire le méme genre d’expression aussi pour les moments du déuxieme ordre du champ
~(9). Dans I’étude du cisaillement cosmologique on utilise couramment deux types de filtres: le
filtre top-hat et le filtre compensé. Dans le cas du filtre top-hat on a:

1
(9 :—/ d*6~(6 3.28
W) =25 | @00 (328)
La variance est alors donnée par (top-hat variance):
1 [ Ji (1
<P20) >= o= 1P, (1) [Wrr (19))]7 avec Wiy (19) = [2 11(19 )} . (3.29)
0

Une alternative particulierement intéressante est la variance de la masse dans une ouverture
(aperture mass variance), M, (fp, qui mesure la convergence dans un filtre compensé, c’est a dire tel
que:

oU (0)d*6 = 0 (3.30)
0<d
Une famille de filtres de ce type est donnée dans Schneider et al. 1998. Ce sont les filtres U tels
que U(0) = u(0/9)/9? avec u(z) donnée par:

s+2)?

ulz) = B 1:2)5<— - g;?) (3.31)
™ S

ot [ est un parametre arbitraire. Dans les mesures de M,, présentées dans cette thése on choisit

un filtre de cette famille avec s = 1. Dans ce cas, M(fp est donnée par:

24J4(l19)}

< pr(ﬁ) >= %/alllP,{(l)[)/Vmap(le)]2 avec Winap(l0) = { 9

(3.32)
Le filtre compensé est un filtre passe-bande piqué au mode [ ~ 5/¢. Il peut étre utilisé pour
reconstruire le spectre de convergence dans l’espace réel et s’avere plus approprié que le filtre
top-hat qui intégre tous les modes dont I < 1/9. Cette différence est claire lorsqu’on compare
leurs comportements dans l'espace de Fourier. La contrepartie est qu’étant une intégrale sur un
nombre limité de modes, le rapport signal sur bruit est plus faible que pour le top-hat. C’est pour
cette raison que nous sélectionnons systématiquement différentes statistiques du deuxieme ordre.
Chacune d’elles peut étre plus ou moins indiquée selon le type d’information que ’on cherche a
extraire des données. Il est important de noter que < M, 3p(19) > calculée pour une échelle donnée
explore le spectre & des échelles environ 5 fois plus petites que la mesure de < v2() > & la méme
échelle angulaire.

On peut démontrer que My, peut aussi étre exprimée en fonction du cisaillement. Pour cela,
on définit les composantes tangentielle et radiale du cisaillement:

vi = —Re[ye”®0] 5, = —Imlye~ 9] (3.33)
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ou f# est I'angle entre la ligne qui connecte le centre de la boite et le point ou on mesure le
cisaillement,

Moy(0) = [ @0U()(6) = [ 200 (6) (3.34)
9<9 0<d
ot la fonction Q(0) est définie comme:
2 f ! nl /
Q(0) = 0—2/0 ag'o'u(e") —U(h) (3.35)

Les statistiques de M,, ont une grande importance dans 1’étude du cisaillement. On en verra
dans la suite la raison, quand on abordera dans le prochain chapitre les problemes concernant les
biais systématiques dans ’estimation du signal de cisaillement mesuré a partir de ellipticité des
galaxies.

3.4 Que mesure t-on et pourquoi?

L’équation 3.19 montre que les statistiques du deuxiéme ordre sont surtout sensibles a la den-
sité de matiere €,,, & la normalisation du spectre og, au parametre de Hubble h et & la distribu-
tion des sources. Dans le cas d’un Univers EdS, dans 'approximation linéaire et pour un spectre
de puissance du type P(k) o« k™ on obtient par exemple une expression particulierement utile
[Bernardeau et al. 1997]

0

—(n+2) 1.4
1deg) 2 (3.36)

S

< k()2 > 10*%39}5‘(

Le signal mesuré dépend donc de plusieurs parametres et est de ce point de vue une quantité
dégénérée. Ce que I'on mesure est effectivement un signal dont la forme et 'amplitude dépendent
de la géométrie de I'Univers et du spectre de puissance. La dépendance avec la géométrie est
contenue dans les termes de distance. Dans le cas plus général on s’attend a ce que les dépendances
soient un peu différentes de celles montrées dans 1’équation 3.36. En plus, si on veut tenir compte de
I’évolution de spectre pendant I’époque radiative, le signal < k(19)? > dépendra aussi du parametre
I’ qui caractérise la fonction de transfert T'(k) (voir chapitre 2). La dépendance avec le redshift
moyen des sources est a remarquer. Cette dépendance est due au terme de distances contenu en
3.19. Cela veut dire que pour une cosmologie donnée le signal < k(19)? > varie avec le redshift. La
mesure du cisaillement dans des relevés de différentes profondeurs peut étre utilisée pour valider
l'origine cosmologique du signal. D’autre part, le type de cosmologie caractérise 1’évolution du
spectre de puissance et donc la comparaison entre le signal mesuré a différentes profondeurs donne
aussi des informations concernant ’évolution du spectre des fluctuations dans les époques les plus
récentes de 'histoire de I’'Univers. Comme on a déja anticipé dans le chapitre 2, c’est par ce moyen
que ’on peut donc apporter des contraintes sur I’évolution de I’équation d’état de 1’énergie sombre
[Benabed & van Waerbeke 2004].

29



30



Chapitre 4
La mesure du cisaillement

Dans le chapitre précédent on a introduit ’équation des lentilles et les relations qui permettent
de relier les champs k et v au champ de fluctuations de matiére . Dans ce chapitre j’établis
comment on peut estimer le champ du cisaillement ~ & partir de I’ellipticité observée des galaxies.

4.1 Grandeurs caractéristiques des galaxies

On considere la distribution d’intensité d’une galaxie Z(0). En premieére approximation, la
distribution Z(0) représente une ellipse et elle est donc complétement définie par ses premier et
deuxieme moments. Le premier moment donne le barycentre optique de l’ellipse 0.:

_ [ d*00,W(Z(8))

Oo; = L0 i) e i = 1,2 4.1
T Taew(z(e)) o (4.1)

Le filtre W(Z) coupe l'intégrale quand lintensité devient plus faible qu’une valeur limite. La
présence de ce filtre permet de limiter les effets du bruit.

Les moments d’ordre deux de la distribution d’intensité représentent la matrice de forme de la
galaxie.
T, = J d*0(0; — 0c,i)(0; — 0c,;)W(Z(6))

J 20w (Z(0))

La matrice de forme est symétrique et peut donc étre interprétée comme celle d’une ellipse de
grand axe a et de petit axe b dont l'orientation est définie par un angle o . On définit Dellipticité
complexe xy = x1 + ix2:

(4.2)

Iu — IQQ a2 — b2

X1 = " - 2T cos(2a) (4.3)
2112 CL2 — bQ .
X2 = LTS oag sin(2a) (4.4)

On peut aussi définir la brillance de surface de 'objet, telle que:

S = (1-11122 — 22-12) = Det(I) (45)
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Les mémes définitions peuvent étre utilisées pour définir les parameétres de forme des objets dans le
plan de la source 1°(8), xo et S, respectivement la distribution d’intensité, I'ellipticité complexe et
la brillance de surface de la source. Selon le théoreme de Etherington, et dans le cas ot il n’y a pas
d’absorption ni d’émission, la brillance de surface est conservée par effet de lentille gravitationnelle.
On a donc:

1(6) = I°(cv(0)) (4.6)

ol « est la position angulaire d’un élément de la source dans le plan source. Notons par la suite

Fic. 4.1 — Schéma représentant la déformation du faisceau émis par une source caractérisée par
la coordonné radiale ws et une taille angulaire doe. La taille angulaire d@ observée est le résultat
des déflexions le long de toute la ligne de visée.

ap = a(fp) Si on fait 'hypothese que la source est assez petite alors on peut linéariser
a@)=ap+ —— (0 —6p) (4.7)

ce qui est équivalent a supposer que la matrice d’amplification est constante sur une échelle de la
taille de la source. En utilisant I’équation 4.6 et la définition de la matrice de déflexion A dans
I'expression 4.2 on trouve la relation entre Z° et Z:

Tij = A Al (4.8)

ol la matrice A est donnée par I'expression 3.12 et est évaluée au centre optique de I'image 0g. De
méme on trouve 'amplification de la luminosité totale de la source:
Sobs 1 1

Sy Det(ABo)  (—rZ+~ (4.9)

I

et son ellipticité:

0572 2.\ %
X b g+g Xobs (410)

X0 = "
L+ [g]? — 2Re(gx )
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ol on a défini le cisaillement réduit par:

(4.11)

Dans le cas des effets de lentille gravitationnelle faible, on a k << 1 |y| << 1. Par conséquent
Pamplification devient p = 1+ 2x(0,w), mais surtout la relation entre la forme de la source et son
image se simplifie:

Xobs = Xo + 29 = X0 +27 . (4.12)

Cette expression remarquable signifie que les vecteurs ellipticité se composent d’une fagon linéaire
dans le cas des effets de lentille gravitationnelle faible.
En pratique, on utilise plus fréquemment une définition un peu différente de I’ellipticité donnée

par:
Ti1 — Lag + 2149

= 4.13
T T Iy + 270D (4.13)

La relation entre y et e est x = 2¢/(1 + |e|?) et en régime faible on a:
€obs = €0 + 7Y (414)

L’équation 4.9 donne une méthode directe pour estimer le champ x a partir de la mesure
de Pamplification de la source. Cette option serait possible si nous connaissions parfaitement la
luminosité absolue des sources ou si nous étions en mesure de faire des hypotheses solides sur ces
luminosités. Cette condition limite la possibilité d’estimer k & des cas ou il est possible de faire des
hypotheses supplémentaires sur la luminosité intrinseque des sources. L’effet d’amplification peut
étre quand méme mesuré sur des classes particulieres d’objets telles que les SNIa ou les quasars
(QS0s) L.

L’équation 4.14 donne la possibilité de cartographier le champ + a partir de la mesure d’el-
lipticité des galaxies. On peut raisonnablement faire ’hypothese que l'orientation des galaxies est
distribuée de fagon aléatoire et isotrope. Dans ce cas, < xo >= 0, o <> est une moyenne d’ensem-
ble sur plusieurs galaxies dans la méme région du ciel utilisée et ’équation 4.14 offre un’estimation
du champ de cisaillement < v > dans cette région.

4.2 Modes gravitationnels et non-gravitationnels

Comme on le verra par la suite, la mesure du cisaillement & partir des ellipticités des galaxies
est un processus compliqué ot de nombreux facteurs interviennent, certains étant particulierement
délicats a controler. Outre les problemes techniques, ces difficultés ont aussi un impact néfaste sur
les objectifs méme puisqu’ils conduisent & des effets systématiques qui engendrent des biais dans
I’estimation des contraintes cosmologiques.

Au cours de ces derniéres années, différentes méthodes visant a quantifier la contamination
du champ d’ellipticité des galaxies par des facteurs extérieurs au cisaillement ont été développées.
Parmi ces tests, la division du champ d’ellipticité mesuré en modes du type gravitationnels (ou
type E) et non gravitationnels (ou type B) a marqué une étape déterminante pour valider et

1. Voir par exemple Ménard & Dalal 2005 et Scranton et al. 2005.
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crédibiliser les mesures de cisaillement gravitationnel. Cette méthode s’appuie sur le fait que le
champ gravitationnel, et donc le champ de convergence &, est un scalaire.

On considere en effet le champ gravitationnel projeté ¢ et on a V2¢ = 2x et aussi V x Vi = 0.
En mesurant v directement sur des images et en utilisant 3.23 pour trouver le champ de convergence
x on peut trouver V4¢ = V x Vi # 0. En d’autres termes, le champ x mesuré n’est pas en général
un champ scalaire. Nous pouvons donc décomposer le champ en modes F et B.

On écrit ’équation 3.23 dans le cas d’'un champ k = kg + ikp complexe.

kg +ikg = D*(0) x~v(0) (4.15)
et on définit un potentiel ¢. = ¢g + i tel que:
V2pE B = opEB (4.16)
Le champ de cisaillement est alors obtenu en appliquant I'opérateur:
T = (011 — 022)/2 + 012 (4.17)

au champ ¢. et on obtient:

L6k o) (418)

1 .
S(f, - 22)*¢ﬁ2]+1[ €2+2

Y=To. = |3

Soient les vecteurs vg et vp tels que:
ve =Dkg et vg =Dkp (4.19)
La partie réelle et imaginaire de 1’équation 4.15 et la définition 4.19 impliquent alors:

Re(D* xv) =D* xvg (4.20)
Im(D* xvy) =D* xvyp

Et donc:
vE = D * Re(D* * ) (4.21)
v = D xIm(D* * )

Cette relation peut étre écrite dans I'espace de Fourier:

e = [cos(2¢) + isin(2¢)] [ cos(2¢)11 + sin(2¢)7y2] (4.22)

Y5 = [cos(2¢) + isin(2¢)] [ cos(2¢)v2 — sin(2¢)71]
ou  est 'angle entre le vecteur 1 et I’axe des abscisses. La division en modes E et B s’écrit donc:

e = |AE| = F1 c08(2¢) + F2 sin(2¢p) (4.23)
Yo = [7B| = Y2 cos(2¢) — 71 sin(2¢)

Si le champ d’ellipticité est un estimateur du champ du cisaillement gravitationnel, alors ¢ = 0
et donc le champ ~p est nul et V2k = 0. Chaque fois que I'on mesure Uellipticité des galaxies
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v = 1 + i72 on peut donc effectuer une décomposition du champ en modes gravitationnels (ou
modes F) et modes non-gravitationnels (ou modes B). Cette séparation peut étre utilisée pour
quantifier l'effet des erreurs systématiques dans la mesure du cisaillement. Ces modes B peuvent
étre soit des résidus de mauvaise correction d’effets instrumentaux, soit des modes réels, de source
astrophysique, engendrés par des effets de nature différente des lentilles gravitationnelles.

Pour 'estimateur statistique M, , la décomposition est faite de fagon naturelle, car la mesure
du champ k avec un filtre compensé ne prend en compte que des modes gravitationnels. La variance
lep définie dans ’équation 3.34 est en effet construite en utilisant 7, 1’ellipticité tangentielle des
galaxies qui ne porte que des modes de type E [Crittenden et al. 2002]. Il en résulte que, de la
méme fagon, on peut définir M, ()

M= [ d0Q0)%(0) (1.24)
o<y
en permutant - avec ,. Les moments de M ne contiennent donc que des modes B.

Si le champ des galaxies suit le champ du cisaillement on doit donc trouver < M, >= 0. De
méme pour les statistiques d’ordre supérieur. L’image 4.2 permet de visualiser la différence des
lignes de champ type E par rapport a celles d'un champ de type B. Dans un référentiel local un
champ de type E ou irrotationnel ne montre que des configurations ou les orientations du champ
sont soit tangentielles soit radiales. Les champs de type B ou rotationel n’ont en revanche que
des configurations orientées selon les deux directions orientées a 45 degrés des composantes E. Par
conséquent, une rotation des galaxies de 45 deg par rapport a leur barycentre transforme un champ
de type E dans un champ de type B.

4.3 La mesure des statistiques a deux points dans la pra-
tique

On peut construire des estimateurs de - a partir de Uellipticité observée de fagon assez simple,
soit pour le filtre compensé 3.30, soit pour le filtre top-hat 3.28, mesurés dans une boite de taille
¥ centrée en O.:

Y wedts - wiU(10; — Oc|)edy
Y= —— et M=
> Wi > Wi

la sommation étant limitée aux galaxies dont la distance au centre de la boite est inférieure a la
taille de la boite. w; représente le poids associé a chaque galaxie.

(4.25)

Les estimateurs des statistiques du deuxiéme ordre associées & ces filtres sont donnés par:

A2 = > Wi Ej Wi e?bse?bs COA2— > Wi Zj;éi w;U(|0; — 0:))U(16; — 96‘)62)236?33
> Zj;él w;w; ’ i Zj;ﬁi WiWy
ot on prend soin d’éliminer 'auto-corrélation entre les galaxies (termes i = j). En effet, méme si

< e >=0o0na < e’ >= 02 # 0 et donc en incluant cette composante dans I'estimateur sa
valeur serait alors largement biaisée (le terme o, varie entre 0.33 pour les images spatiales et 0.44

(4.26)

pour les images au sol. Dans tous les cas il domine largement le signal !!).
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Fic. 4.2 — La figure de gauche montre le champ des ellipticités des galazies observé dans le cas
d’un champ irrotationnel, i.e. champ de type E. La figure de droite montre la méme image mais
dans le cas d’un champ o divergence nulle, i.e. champs de type B. Les différents degrées de rouge
indiquent le champ de densité projectée. Les traits en blanc representent l'orientation des galaxies
du champ. Image fournie par Yannick Mellier.

Dans un relevé de galaxies, la moyenne d’ensemble pour une taille donnée correspond a la
)
moyenne sur plusieurs boites, éventuellement pondérées:

N N N -
_ Dim1 wmf ot < N2 >— Dic1 wi]”z?

N N
Dy Wi D i1 Wi

ou NNV est le nombre de boites et w; le poids relatif de la boite 7. Enfin, avec la transformation v, — ..
on déduit automatiquement l'estimateur de M . Il a été toutefois démontré [Crittenden et al. 2002,
Schneider et al. 2002a, Pen, van Waerbeke & Mellier 2002] qu’utiliser la fonction de corrélation des
ellipticités pour ensuite en dériver les autres statistiques présente deux avantages. Le premier, c’est

(4.27)

de pouvoir mesurer la variance de M, sans étre affecté par la présence des zones masquées. Dans
les secteurs de champs masqués le filtre n’est plus compensé et il perd les propriétés présentées
précédemment. Exprimer les statistiques a deux points avec la fonction de corrélation £ permet
en revanche de continuer & utiliser My, et de pouvoir (partiellement) décomposer en mode E et
B le cisaillement cosmologique calculé par la variance top-hat et par la fonction de corrélation du
cisaillement &. Pour cela, on décompose les fonctions de corrélation sous la forme de deux nouvelles
composantes:

G =86+&, =46 (4.28)

De fagon analogue & 4.26 on définit les estimateurs £, (0) et £_(0) & partir de ellipticité observée
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des galaxies:
R Z wzz w]( obs obs :l:eobs obs)A(|9i _0j|)

&(6) = TNy

ot A(]6; — 6;|) est une fonction dont la valeur est 'unité pour toutes les paires dont la séparation
est comprise dans l'intervalle 6 — §0 et 6 + 66, ou d0 représente la taille du bin utilisé, et nulle
ailleurs. Si on définit la quantité:

(4.29)

€(0) = £ (0) +4 /9 h da—e,/g, (6) + 1267 /9 h Z% ) (4.30)

on peut démontrer que:

!/

eu(0) = SHOTEOL g g SO 2E0) (431)
On voit d’apres 'intégrale 4.30 que pour diviser la fonction de corrélation du cisaillement en parties
FE et B a une échelle donnée r on a besoin d’intégrer {_ entre 6 et 'infini. En pratique cela n’est
évidemment pas possible car les relevés de galaxies ont une taille finie. Si on appelle R la taille
maximale & laquelle on peut calculer la fonction de corrélation, on peut diviser les intégrales en deux
termes intégrés respectivement dans les intervalles [0,R] et [R,00]. Pour chaque échelle angulaire
0 < R les modes E et B sont déterminés a une constante inconnue pres, provenant de I'intégration
du deuxieme et troisieme termes de 4.30, entre R et 'infini. Les signes avec lesquels cette constante
apparait dans &g et £ sont opposés. La somme de {5 et €5 reste donc constante, quelle que soit
la valeur de cette constante.

De la méme fagon on peut écrire < M, 31, > et la composante E de la variance top-hat en fonction
de &4 et £_:

<MZ,0) =5 [T dL [ 8Ol 60 1(10) + €O W oy 10) (4.32)
<kl >3 [ "t [ doole (0)3y(19) + € O] Wi 19 (4.33)

ot Wrg et Winap représentent les filtres définis par 3.29 et 3.32. En utilisant la définition de ces
filtres on trouve:

<32, >= 3 [ (er G et (5] (4:34)

SNESSEESNES N

<hip®) >=; [ 5 [e5u(5) +€5-(5)] (4.35)

' Ty (z) =576 [;° 95 Jo(xs)(Ja(s))?,  T-(z) =576 [~ L Jy(xs)(Ja(s))?
(4.36)
Si(x) =4[5 L Ji(2s)(Ja(s))?, S_(x) =4 [7° L Ji(ws)(Jals))?

En utilisant les propriétés des fonctions de Bessel, on trouve, apres un peu de calculs et d’efforts
[Schneider et al. 2002al:
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T, (2) M [1 - %arcsin(%)} zvlg(;rﬂ (120 + 232022 — 752 + 13225 — 928) pour z <2
+T) =

0 pour x> 2

192 .3 22\7/?
T (2) = e (1—1) pour z < 2

0 pour = > 2

%[4arccos(%) — V4 — xQ} pour x < 2
Si(x) =

0 pour = > 2

3:\/4—902(6—362)—27(‘—3—322)arcsin(x/2) pour x < 2
S-(z) = 4(22=3)

——x— Dbour z > 2

Les expressions pour les composantes de type B, < |y|%(9) > et < M () > sont équivalentes a
celles 4.34 et 4.35 en changeant les signes:

<330) 5= [ it (5) - e T(§) (437)
<l >=; [ 5le54(5) - 5-(§) (139)

Les expressions pour T4 (z), T_(x) sont limitées 0 < x < 2. Cela veut dire que ’équation 4.34
permet d’évaluer < M,, () > sans aucune ambiguité si 'on connait les fonctions de corrélation du
cisaillement dans U'intervalle [0,2]. Pour un relevé de taille R on peut mesurer < pr > jusqu’a
une échelle angulaire R/2. La fonction S_(x) en revanche n’est pas & support borné et donc la
composante E, < |y|%(9) > est déterminée & une constante pres , comme dans le cas de £g(0) et

de &p(V).

4.4 Ellipticité intrinseque et biais systématiques

Puisque le cisaillement cosmologique ne peut donner que des modes de corrélation de type
FE, ’éventuelle présence de modes B pose un probleme sérieux d’interprétation des données car
ils pourraient étre artificiels ou réels. En cas d’absence de mode B, linterprétation du signal
est univoque, sinon, cette contamination révele une source de bruit qui peut aussi affecter les
modes F. L’interprétation des modes B dans l'estimation des parametres cosmologique est un
probleme auquel pour le moment on n’a pas de réponse définitive. Si I’on veut parvenir a exploiter le
cisaillement cosmologique de facon optimale dans les années qui viennent, il est pourtant important
de faire un inventaire aussi exhaustif et détaillé que possible de ces contaminations.

L’origine des modes B peut provenir d’une mauvaise évaluation des parametres de forme des
objets. Mais comme on le verra, plusieurs tests permettent d’avoir une bonne estimation du niveau
de contamination du signal cosmologique par des erreurs systématiques. Supposons donc, pour
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le moment, que nous savons nous affranchir des erreurs liées a 'extraction du signal d’ellipticité
dans les relevés des galaxies (nous y reviendrons plus tard, chapitre 8). En reprenant 1’expression
e’ = €% 4 v | la corrélation & deux points est alors donnée par:

<efP®ed® >=<ele) > + < ey >+ < vie) >+ < yiv; > (4.39)

% 7 %

Le premier terme représente le terme de corrélation intrinseque (EE), le deuxiéme et le troisitme
représentent 'intégration cisaillement-ellipticité intrinseque (EC') et le dernier est le terme dii au
cisaillement pur, celui que ’on cherche & mesurer. Ainsi, lorsqu’on calcule la fonction de corrélation
du cisaillement a partir de < e?bsegbs > on mesure en réalité la somme de ces trois différents
termes. A la différence du terme de cisaillement, les termes EE et EC peuvent avoir, a priori,
une composante de type B non nulle. La premiere conséquence est donc que le signal B mesuré
dans les relevés de galaxies n’est pas nul. La deuxiéme est que ces termes peuvent aussi affecter
I’amplitude mesurée de la composante E du signal. Il peut en résulter un biais dans la mesure des
parametres cosmologiques.

Le probleme de I'estimation du biais provoqué par la présence de contributions EE et EC a
été abordé de fagon indépendante par différents auteurs [Crittenden et al. 2001, King & Schneider
2002, Hirata & Seljak 2003, Heymans & Heavens 2003, Hirata & Seljak 2004, King 2005, Heymans
2006b]. En particulier, Heymans et al. 2006b démontre, & partir de simulations N-corps, que les
termes de corrélation intrinseque et d’interférence cisaillement-ellipticité intrinseque ne sont pas
négligeables, dépendent de la morphologie des galaxies, et donnent une contribution différente aux
modes F et B. Pour les galaxies elliptiques la partie E de la fonction de corrélation intrinseque
est comparable avec la fonction de corrélation du cisaillement. Pour les galaxies spirales elle est
consistante avec zéro. Cette différence liée a la morphologie est due au fait que les galaxies spirales
interagissent différemment avec le champ de marée des amas de galaxies par rapport aux galaxies
elliptiques. Le tracé 4.3 montre la partie E et B de la fonction de corrélation FE pour les galaxies
spirales et elliptiques. Cet effet peut étre éliminé grace a l’estimation précise des redshifts des
sources car la corrélation physique entre les galaxies diminue avec la distance pour devenir quasi-
nulle a des échelles plus grandes de celle des amas de galaxies. Tant Heymans et al. 2006b que King
& Schneider 2002 confirment que le terme E'E disparait si on élimine les paires dont la distance est
plus petite que 10h~'Mpc. La corrélation EC est un effet plus subtil qui peut étre expliqué de la
facon suivante. Prenons un couple de galaxies A et B situées a des distances respectives D4 > Dp
de l'observateur. On notera leur distance relative D 4. La galaxie B est alignée selon le champ de
marée de son halo. Ce halo défléchit aussi la lumiere émise par A. La corrélation entre les images
peut donc étre différente de zéro puisque la déflexion induite par la lentille est proportionnelle &
Pefficacité de la lentille = DgDap/D 4. Le graphe 4.4 montre ce phénomene pour un plan source
zs ~ 1 corrélé avec toutes les galaxies d’avant plan, soit elliptiques, soit spirales. Ce phénomeéne
pourrait en principe étre observable car il prédit une contrepartie de modes B négative et une
amplitude qui décroit progressivement lorsque la profondeur du relevé augmente. Ces prédictions
suggerent que la mesure de og due aux statistiques de deuxieme ordre du cisaillement cosmologique
devrait étre biaisée. 11 est difficile de predire 'amplitude du biais totale di aux termes EFE et EC.
En particulier, la contribution du terme EC dépend de la distribution en redshift et elle est
opposée a celle due aux corrélations EE. Enfin, dans la mesure des parametres cosmologiques
par le cisaillement cosmologique autres facteurs d’incertitude interviennent tel que celui sur la
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Fic. 4.3 — Modes E (points noirs) et B (croiz magenta) dus & la corrélation intrinséque des
sources pour une distribution dont le redshift médian z,, ~ 0.7. La corrélation EE est com-
parée avec la fonction de corrélation Eg(¥) que l'on attend pour la méme distribution en redshift.

Leffet total sur un relevé réaliste contenant des galaxies spirales et elliptiques devrait étre nul
[Heymans et al. 2006b]
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F1G. 4.4 — Graphe montrant les modes E ( points noirs) et B (croixz roses) dus a la corrélation
EC pour un plan sources zs ~ 1 avec les galazies d’avant plan 0 < z <1 .

distribution en redshift dont I'impact peut étre aussi importante, notamment dans I’estimation de
og [van Waerbeke et al. 2006].

Dans les années qui viennent, établir le niveau de fiabilité de la mesure des parametres cos-
mologiques par cisaillement gravitationnel est un des objectifs scientifiques principaux & 'intérieur
de la communauté; ce besoin est encore plus justifié vis a vis des nouveaux résultats WMAP — 3
publiés par Spergel et al. 2006, lesquels suggerent une valeur de og en général plus faible que celle
qui avait été mesurée sur les relevés récents. Le biais apporté par la présence des termes FFE et
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EC n’est que 'un des aspects sur lesquels il faudra travailler dans les années qui viennent pour ex-
ploiter la mesure du cisaillement cosmique et avoir des contraintes fiables. King & Schneider 2003,
Heymans et Heavens 2003 et King 2005 proposent des éléments qui suggerent comment minimiser
les effets des corrélations EFE et EC. Il faut pour cela mesurer les fonctions de corrélation a deux
points dans plusieurs intervalles de redshift. Cette opération permet de distinguer les différentes
contributions dies aux termes EFE, EC grace aux différents comportements de ces termes en fonc-
tion du redshift des sources et des lentilles. Elle peut s’appliquer, en principe au moins, aux relevés
de galaxies multi-couleur tels que le CFHT Legacy Survey, pour lesquels on peut déterminer les
redshifts de chaque source.

4.5 La correction de la PSF et la méthode KSB

La relation 4.10 permet de relier Pellipticité des sources a celle observée et de construire un
estimateur de . La situation réelle est malheureusement plus compliquée. On mesure 'ellipticité
des galaxies sur des images dont les parameétres de forme sont dégradés par toute une série d’effets.
L’altération globale est décrite par la Point Spread Function (PSF). On appelle PSF P(6) la réponse
impulsionnelle de l'instrument (i.e. la réponse & une distribution de Dirac). La relation entre la
distribution d’intensité de la galaxie avant le passage a travers 'atmosphere I(0) et lintensité de
la galaxie mesurée 1°°%(0), s’exprime de la facon suivante:

1°%°(9) = / d*9I(9)P(6 —9) (4.40)

La PSF prend en compte des effets de I’atmosphere mais aussi tous les effets instrumentaux pou-
vant altérer I(0), comme par exemple les défauts d’asservissement du guidage du télescope, les
aberrations optiques, les dégradations produites par le détecteur: transfert de charges, dilution par
les captures des électrons dans les profondeurs du substrat, les défauts des images (saturation des
étoiles, gradients locaux du fond de ciel par les halos des étoiles brillantes ou par les résidus de
remise a plat des champs) ou encore les effets de traitement et co-addition des images combinés
aux effets d’échantillonnage spatial.

La PSF est donc en général une fonction anisotrope. La correction de la PSF reste aujourd’hui
une des étapes les plus délicates dans ’analyse du cisaillement cosmologique. Les effets de distorsion
ont des amplitudes de quelques pour-cents et donc un biais d’amplitude comparable dans la mesure
de Dellipticité est une crainte parfaitement fondée.

On dispose de différentes techniques permettant d’obtenir un estimateur de v a partir de Iellip-
ticité observée en corrigeant l'effet de la PSF. La méthode KSB développée par Kaiser et al. (1995)
est la plus couramment utilisée. Récemment d’autres techniques, telles que la décomposition en
shapelets ([ Kuijken 2006, Massey & Refregier 2005]) ou l’isotropisation de la PSF [Bernstein &
Jarvis 2002] ont été développées. Une description de I’ensemble des approches ainsi qu'une premiére
inter-comparaison de leurs performances sont présentées par Heymans & al. 2006a. Ce travail est
le premier d’une série dans le cadre du Shear Testing Program (STEP) (pour plus de détails voir la
page web http://www.physics.ubc.ca/ heymans/step.html). Le but est d’évaluer ces méthodes
a partir d’un jeu de simulations partagées par toutes les équipes proposant des méthodes de mesure

41



du cisaillement cosmologique, en vue d’améliorer la capacité a estimer le cisaillement a partir des
mesures d’ellipticité des galaxies (voir aussi 8).

La méthode que j’utiliserai pour ’analyse des données dans cette these est la méthode KSB.
J’en explique ici les principales caractéristiques en suivant la notation proposée par Kaiser et al.
1995 (voir aussi [Erben et al. 2001]). Reprenons la définition 4.2 des moments d’ordre deux de
I'intensité en y introduisant un filtre W, d’échelle typique o, centré sur le centre optique de la
galaxie:

T = | d?0(0; —0..)(0; — 0. (ZT(O)W (|0 — 0,|%/c> 4.41
= [ @06; - 0..(6; ~ 8.,)(T@)W (6 - 6./ (4.41)

Ce filtre n’affecte pas la définition de ellipticité complexe 4.2. L’hypothese a la base de la méthode
KSB consiste a supposer que la partie anisotrope de la PSF est plus petite que sa partie isotrope.
On décompose donc la PSF en un terme anisotrope ¢(0) et un terme isotrope P(8):

P(6) = / 2IP(0 — 9)g(9) (4.42)

et on ne retient que le premier ordre en ¢ dans les calculs [Bartelmann & Schneider 2001]. Soit xo
Iellipticité intrinseque de la source convoluée par la partie isotrope de la PSF. La relation entre I’
ellipticité xo et celle observée xops st donnée par:

Xobs = X0 + P9g — P*™q avec P9 = psh — psm(p*sm)~lp*sh (4.43)

Ps" et P*™ sont appelés shear tensor (tenseur de cisaillement) et smear tensor (tenseur d’étalement).
Ils sont calculés directement sur I'image de la galaxie a partir de la distribution d’intensité pondérée
par le filtre W (6). On remarque que P*" est la réponse de la source au cisaillement dans le cas ol
on n’a aucun effet di a la PSF. 11 est donc corrigé par le terme P9 compte tenu de la PSF. En effet,
P9 dépend aussi de P**™ et P**" qui sont calculés sur les étoiles dont la forme est effectivement
celle de la PSF2. Le vecteur ¢ exprime la partie anisotrope de la PSF et est estimé en appliquant
(4.43) aux étoiles. En effet, pour les étoiles ;50 = 0 et g = 0 et donc:

q= (Psm*)flx* (4.44)

ani

Pour obtenir un estimateur de g on corrige d’abord ’anisotropie des galaxies. Soit x*™" , I'ellipticité

des galaxies corrigées de 'effet anisotrope. On a:
Xani _ Xobs + Psmq (445)

et enfin on obtient:
9= (P91 (x"™ ~ Xo) (4.46)
On peut alors utiliser cette équation pour exprimer g en moyennant la mesure d’ellipticité dans
des régions ou il peut étre considéré constant. Il faut simplement supposer que < xg >= 0, c’est
a dire que les galaxies n’ont pas une direction privilégiée en I'absence du cisaillement. On obtient
donc:
<g>=< PI>Tlo i (4.47)

2. Les étoiles sont des source ponctuelles et donc la réponse instrumentale est quasi identique a la réponse
impulsionnelle. Pour cette raison, la distribution de lumiére observée d’une étoile permet de connaitre la PSF & sa
position.
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Alternativement, on peut considérer que < (PY)~1xg >= 0 et définir:
< g>=< (P9~ > (4.48)

Les deux estimateurs étant corrects.
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Chapitre 5

Mesure du cisaillement
cosmologique avec le CFHTLS

Dans ce chapitre je décris les procédures qui nous ont conduit des images a l'interprétation
cosmologique des premieres mesures du cisaillement cosmologique dans le CFHT Legacy Survey
[Semboloni et al. 2006a, Hoekstra et al. 2006] .

5.1 Le CFHT Legacy Survey

Le Canada-France-Hawaii Telescope Legacy Survey (CFHT) est un relevé photométrique du
ciel dans le domaine visible mis en place par les agences de recherche francgaise et canadienne. Il
comporte trois relevés indépendants, le CFHTLS-Deep (ou Deep), le CFHTLS-Wide (Wide) et le
CFHTLS-Very Wide (Very Wide), qui partagent 500 nuits d’observation. La distribution des nuits
a chaque période de prise de données est organisée par un groupe scientifique de suivi, le CFHTLS
Steering Group. L’acquisition des données du relevé devrait s’étaler entre 2003 et 2008.

Le relevé CFHTLS utilise la caméra panoramique Megacam [Boulade et al., 2002] construite
par le CEA et qui est installée au foyer primaire du télescope CFHT. Cette caméra est composée
de 36 CCD assemblés en mosaique de 9 x 4 détecteurs selon 4 bandes horizontales. Chaque CCD
est composé de 2048 x 4612 pixels couvrant un angle de 0.2 arcsec. Megacam couvre donc un
champ de 1 x 1 deg? ce qui fait d’elle encore & ce jour la plus grande caméra CCD astronomique
au monde. La caméra est fixée sur le nouvel instrument focal MegaPrime dont la construction fut
conduite sous la responsabilité du CFHT. L’ensemble instrumental est une rénovation complete
de 'environnement focal du foyer primaire, comprenant un nouveau correcteur grand champ, un
systeme de guidage et d’autofocus, un environnement électronique d’acquisition des images Mega-
cam, un module gérant les filtres et un obturateur (construits par le CEA). Le CFHT a la charge
de l'opération de I’ensemble instrumental MegaPrime/Megacam ainsi que de la prise des données
scientifiques et de calibration. Il assure aussi toutes les étapes pour construire les fichiers de pré-
calibration (masterfiles) et le processus de pré-calibration des images. Le traitement de plus haut
niveau, qui inclut notamment les calibrations, les co-addtions des images, la génération des images
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cartes de pondération, tous les catalogues et les meta-données de controle qualité, est exécuté par
le centre Terapix, a 'TAP. Terapix assure aussi la production au cours du temps de plusieurs jeux
de données. I’archivage et la distribution sont assurés par le CADC, a Victoria.

Pour ses deux composantes Deep et Wide, le CFHTLS est considéré comme le premier d’une
nouvelle génération de relevés spécialement congus et conduits pour ’analyse du cisaillement cos-
mologique, ’observation des SN Ia et la production de grands catalogues profonds panchromatiques
de galaxies.

Les CFHTLS-Wide et le CFHTLS-Deep, dont les objectifs primaires en termes de contraintes
cosmologiques sont différents, ont des caractéristiques et des modes d’opération différents. En ce
qui concerne leurs spécifications pour le cisaillement gravitationnel cosmologique, les deux relevés
étant observés dans cinq différentes bandes (u* ,¢' ,r’ i’ ,2’), ils fournissent pour la premiére fois la
possibilité de déterminer le redshift photométrique de I’ensemble des sources. Cette information
supplémentaire est déterminante pour interpréter avec précision le signal gravitationnel. Elle per-
met d’éviter de calibrer la distribution en redshift des sources & partir de données externes. Mais
elle s’avere encore plus importante pour exploiter ’évolution du signal du cisaillement avec le red-
shift, controler certains effets systématiques et quantifier les effets de I’énergie sombre sur le taux
de croissance des fluctuations et les propriétés du spectre de puissance. L'effet devrait étre plus
marqué pour les données du CFHTLS Deep, qui est le premier relevé aussi vaste (quatre champs
non-corrélés de 1deg? chacun) a atteindre une magnitude limite finale de 28.7 dans la bande i’. Cela

2, un échantillon sans précédent pour

correspond & une densité de galaxies d’environ 100/arcmin
I’étude de 1’Univers lointain, la formation des structures et I’analyse morphologique des galaxies.
En ce qui nous concerne, il permettra de construire un sondage de type “tomographique” de la

distribution des condensations de matiere dans I’Univers.

Le CFHTLS-Wide est un relevé beaucoup plus vaste que le Deep. Il couvre une aire totale
de 170 deg?, répartie en 3 champs non-corrélés. Sa magnitude limite dans la bande i’ est de 24.5.
Ses objectifs principaux sont I’étude du cisaillement galaxie-galaxie, qui permet de sonder les
propriétés des halos des galaxies [Hoekstra et al. 2004, Hoekstra et al. 2005] et I’étude du cisaille-
ment cosmologique & grande échelle avec un tres bon rapport signal sur bruit. Les plus grandes
échelles angulaires qu’explore le CFHTLS-Wide seront de 5 degrés. A ces échelles, on s’affran-
chit des probleémes concernant les incertitudes sur le régime non-linéaire des fluctuations, ce qui
permet d’interpréter sans équivoque les contraintes sur les parametres cosmologiques. A titre de
comparaison, a l'issue du projet le CFHTLS-Wide aura une surface environ 20 fois plus grande
que VIRMOS-Descart, dont les contraintes sur og étaient précises au niveau de quelques pour-
cents [Van Waerbeke, Mellier & Hoekstra 2005]. Leur profondeur étant par ailleurs identique, on
s’attend a un gain sur le rapport signal sur bruit d’un facteur cing. Les positions des champs Deep
et Wide sur le ciel sont montrées sur la carte 5.1. Elles ont été choisies de facon a bénéficier de
recouvrements avec d’autres relevés. Par exemple, le champ de COSMOS est contenu dans le D2,
un des champ du VVDS [Le Fevre et al 2004] est dans D1, un des champs de DEEP2 [Madgwick et
al. 2003] couvre le champ D3 et le champ W1 contient les champs du VVDS et du relevé XMM-LSS
[Pierre et al. 2006]. Le recouvrement des champs du CFHTLS avec des champs VVDS et DEEP2
est un point particulierement important car il permet de construire une calibration précise des
redshifts photométriques grace aux redshifts spectroscopiques mesurés par ces relevés.
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Fic. 5.1 — Carte montrant les positions des champs CFHTLS-Deep et CFHTLS-Wide sur le ciel
(http://www.cfht .hawaii.edu/Science/CFHLS/cfhtlsdeepwidefields.html)

5.2 L’analyse des données T0001

Pendant ma premiere année de these j’ai analysé les données du CFHTLS-Deep publiées dans
la premiére livraison de données (release) officielle (T0001) produite par I'équipe de Terapix!. Elle
contient I’ensemble des données acquises entre le ler juin 2003 et le 22 juillet 2004 , soit 25 deg?
du relevé Wide (mais incomplet en couleur) et les 4 champs du Deep (mais loin de la profondeur
finale). Les caractéristiques des données que j’ai analysées et utilisées pour obtenir des contraintes
cosmologiques sont données dans la table 5.1. Etablir la qualité de cette premiere release et son
potentiel pour I'analyse du cisaillement gravitationnel était une étape critique et décisive pour
la suite & donner a l’ensemble du projet. Les problemes techniques du correcteur grand champ
auxquels le CFHT a du faire face étaient parmi les inquiétudes les plus sérieuses. La dégradation
des images hors de I'axe optique était telle qu’elle pouvait en effet remettre en cause la faisabilité
technique de certains objectifs scientifiques du CFHTLS, et plus singulierement sa composante de
cisaillement gravitationnel.

La mesure du cisaillement cosmologique demande en effet une qualité d’image tres élevée car
apres correction PSF on doit étre capable de mesurer des effets de ’ordre de quelques pour-cents. Le
seeing (i.e. la taille d’une étoile convoluée par la PSF) des images co-additionnées doit toujours étre
inférieure & 1”, et on demande que la distorsion du champ soit petite mais aussi stable dans le temps,
ceci sur la totalité du champ couvert par la caméra. La PSF est échantillonnée par les étoiles, puis
interpolée pour la modéliser aux positions des galaxies. Une PSF instable échantillonnerait mal les
propriétés de chaque image conservée puis additionnée pour ’analyse du cisaillement gravitationnel
si elle varie trop brutalement. Le premier pas dans mon analyse a donc été de valider la qualité de
linstrument MegaPrime/Megacam.

1. Pour plus d’informations consulter la page web http://terapix.iap.fr/
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TaB. 5.1 — Table synthétique du jeu des données T0001 pour les champs D1, D3 et D4
et que j’ai utilisées pour analyser le cisaillement gravitationnel dans les champs Deep. Les
magnitudes sont données dans le systeme AB. Les détails sur la définition de la magnitude,
sur celles de louverture, du seeing et de la complétude peuvent étre trouvés d l’adresse web
http://terapix.iap.fr/article.php?id_article=383

D1 D3 D4

RA (J2000) 02:25:39 14:19:27 22:15:31
DEC (J2000) -04:29:40 | +52:40:56 | -17:43:56
Effective FOV (deg?) 0.80 0.77 0.77
Exp. time u* (s) 10560 4620 16680
Median seeing u* (arc-sec.) 1.15 0.88 1.05
Completeness u* 50% (mag.) 26.4 26.0 26.2
Exp. time ¢’ 7515 8010 11250
Median seeing ¢’ (arc-sec.) 0.98 0.95 0.99
Completeness ¢’ 50% (mag.) 26.4 26.5 26.2
Exp. time r/ 17280 20820 26400
Median seeing r’ (arc-sec.) 0.87 0.93 0.85
Completeness ' 50% (mag.) 26.1 26.4 25.9
Exp. time ¢/ 52000 59640 58800
Median seeing ' (arc-sec.) 0.88 0.92 0.88
Completeness i’ 50% (mag.) 26.1 26.2 25.8
Exp. time 2’ 12240 15120 -
Median seeing z’ (arc-sec.) 0.86 0.85 -
Completeness 2z’ 50% (mag.) 24.5 24.6 -
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5.3 Création des masques

Les images du relevé sont examinées a 1’oeil pour construire les masques. Ces masques visent a
effacer des objets ou des secteurs d’image dont la présence peut biaiser le signal ou en diminuer le
rapport signal sur bruit. Les traces rectilignes d’astéroides ou d’avions, les images fantomes ou les
halos de diffusion des étoiles font partie des objets indésirables. Ce sont en général des événements
relativement peu nombreux et facilement identifiables. Les fausses détections de pics discutées
ci-dessous demandent plus d’attention et un peu d’explications.

La détection des objets et la mesure de leurs parametres de forme sont déterminés avec deux logi-
ciels différents: IMCAT ? et SExtractor?®. Les parametres de fonctionnement sont réglés pour avoir
une mesure optimale sur des sources de petite taille. Pour cette raison la mesure des parametres
de forme des objets étendus n’est pas optimisée®. Ce sont en effet les galaxies avec le plus bas
rapport signal sur bruit individuel qui contribuent le plus au signal du cisaillement sur des échelles
cosmologiques. La méthode de détection de IMCAT a le grand avantage de fournir les moments d’in-
tensité pondérés par un filtre W (|0|? /%) . IMCAT fournit aussi une correction de PSF immédiate,
grace a I'implémentation de la méthode KSB. Il est en revanche tres sérieusement affecté par le
probléme de segmentation. En effet, la détection des objets est faite en passant le filtre W (|0|%/0?)
sur toute I'image. La taille o varie entre des limites fixées par 'utilisateur. Une maximisation du
rapport signal sur bruit en fonction de la taille du filtre donne la taille de ’objet [Kaiser et al. 1995].
Si on recherche les petits objets, la taille du filtre ne peuvent plus recouvrir celles des grands objets
de 'image et on détecte alors des faux objets correspondant a des pics locaux situés a l'intérieur des
objets étendus. Ce phénomene affecte particulierement les étoiles saturées, ou IMCAT a tendance
a produire systématiquement des fausses détections en identifiant des pics de densité le long de la
figure de diffraction produite par les supports du miroir secondaire ainsi que le long des lignes de
transfert de charge (voir figure 5.2).

Ces détections peuvent introduire un biais dans le signal car elles peuvent s’accompagner d’une
orientation privilégiée des objets incorrectement détectés similaire avec celle d’un cisaillement grav-
itationnel (modes E). Les galaxies trop étendues sont donc aussi masquées. La méthode de détection
de SExtractor, qui considere que des pixels connexes dont la luminosité est au-dessus d’un certain
seuil par rapport a la luminosité du ciel font parties de la méme structure, garantit une meilleure
stabilité vis a vis de ce probleme de segmentation. Cependant le probleme n’est pas totalement
résolu. Les masques ont aussi pour but d’éliminer des zones dont le signal sur bruit est inférieur a
80% par rapport a la moyenne de I'image. En effet, chaque pause individuelle du CFHTLS est prise
avec un petit décalage angulaire par rapport a la précédente de fagon a réduire les fluctuations
dues au changement de sensibilité entre les pixels sur 'image additionnée. Ce processus conduit a
une élimination systématique des zones entre les CCD et entre les bords de la caméra.

Il faut souligner que 'opération de masking ne devrait pas engendrer de biais dans la mesure

2. Logiciel développé par N. Kaiser pour ’analyse du cisaillement gravitationnel. Pour plus d’informations con-
sulter la page web: http://www.ifa.hawaii.edu/ kaiser/imcat/

3. Logiciel développé par E. Bertin. et S. Arnouts [Bertin & Arnouts 1996]. Pour plus d’informations voir la page
web: http://terapix.iap.fr/rubrique.php?id_rubrique=91/

4. L’angle sous-tendu par une galaxie spirale de taille typique de 50 Kpc a un redshift ~ 1 est quelques secondes
d’arc.

5. Les versions plus récentes de SExtractor calculent désormais ces moments pondérés
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F1G. 5.2 — Ezemple de fausses détections autour d’une étoile saturée (panneau de gauche) et d’une
galazie étendue (panneau de droite) dans le champ DI1. Le logiciel IMCAT détermine des pics
locauz qu’il identifie comme des objets.

du cisaillement car les criteres avec lesquels les masques sont construites sont indépendants de la
mesure du cisaillement ou de la forme des objets. A 'issue de cette étape, les masques couvrent
une surface d’environ 30% du champ total.

5.4 Création des catalogues

Les champs utilisés pour mon analyse ne concernent que D1, D3 et D4. Le champ D2 a été exclu
car il n’était pas assez profond pour composer un ensemble raisonnablement homogene avec les trois
autres. Les catalogues ont été produits pour la bande ¢’ et pour la bande 7/, indépendamment. Etant
donnée la nature achromatique du cisaillement, la comparaison du signal entre les deux bandes
permet de consolider ’hypothéese de la nature gravitationnelle du signal mesuré. En fait, c’est cette
comparaison du signal mesuré pour le champ D4 dans les deux bandes qui m’a conduite & choisir
de travailler dans la bande 7’ car le méme champ dans la bande i’ présentait des systématiques.
L’équipe Terapix avait eu des problemes avec la solution astrométrique de ce champ, ce qui expli-
querait la mauvaise qualité des résultats.

Le catalogue final contient des galaxies de magnitude 21.5 < 7’ < 25.5. Des coupures ont été
effectuées pour éviter la contamination des étoiles et pour ne pas franchir la limite de complétude
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inférieure & 80%. Le catalogue a aussi été limité en taille; seuls les objets dont le rayon effectif
dépasse celui des étoiles et il est inférieur a 10 pixels sont retenus. Puis on rejette un objet de
chaque paire dont la distance de séparation est inférieure & 5 seconde d’arc (Van Waerbeke et al
2000). Cette sélection évite les mesures de parametres de forme biaisés par la corrélation entre les
deux objets d’une paire. Finalement, un poids w = ﬁ est affecté & chaque objet du catalogue.
La quantité o,, est la dispersion d’ellipticité dans une boite contenant les 20 objets les plus proches
dans un plan (taille, magnitude); le facteur o, évite de donner un poids trop élevé aux galaxies
dont Vellipticé est mesurée avec un grand rapport signal/bruit. Le signal mesuré pour ces objets
est en effet largement dominé par la dispersion due a lellipticité intrinseque des galaxies qui est
0.44 dans le cas du Deep Survey. La densité finale des galaxies utilisées est d’environ 20/ arcmin®
et la taille effective du relevé (avec les masques) est de 2.1 deg?.

5.5 Analyse des systématiques

La premiere étape pour déterminer la qualité des images Megacam et évaluer 'instrument
pour le cisaillement cosmologique est d’établir la qualité de la correction de la PSF sur les étoiles
que l'on utilise pour modéliser ensuite la PSF a la position des galaxies. La figure 5.3 montre
I’allure de la PSF dans les 3 champs D1, D3 et D4. On constate qu’elle varie considérablement sur
I’ensemble du champ Megacam. 11 est donc indispensable de corriger la PSF sur chaque CCD de
facon indépendante.

La correction de PSF utilisée est la méthode KSB introduite dans le chapitre 4. Les tenseurs
Prsm pPrsh et ¢ dont on a besoin pour corriger Pellipticité des galaxies sont interpolés en utilisant
une fonction rationnelle dont la forme est:

p% = ag + a1z + asy + asx® + aszy + asy® + c(zy) (5.1)
avec
bo + b1 + bay + b3z + byxy + apy® + bey® + bry?
clzy) = (5.2)
1 + bSSC + bgy

Hoekstra 2004 démontre en effet, que la partie anisotrope de la PSF est bien reproduite par un
modele du type 5.2. La partie polynomiale tient compte des variations de PSF & basse fréquence en-
gendrées par exemple par un mauvais suivi du télescope. Cependant, ce modele peux étre insuffisant
quand des autres facteurs dus a 'optique du télescope introduisent une composante anisotrope de
la PSF qui varie avec une fréquence plus élevée. L’'introduction d’une fonction rationnelle permet
de reproduire ce type d’anisotropie sans devoir utiliser un polynéme d’ordre plus élevé. La présence
de termes d’ordre plus élevé selon I’axe vertical y est due a 'asymétrie du CCD dont la dimension
verticale est double de celle horizontale.

La dégradation de la qualité de I'image vers les bords de la caméra est bien confirmée sur le pan-
neau en bas de 'image 5.4. Cette figure montre la moyenne des composantes de Uellipticité (eq,e;)
calculée dans des anneaux concentriques autour du centre de la caméra. Les deux panneaux du
haut montrent cependant que la PSF est non seulement efficacement corrigée (ellipicité moyenne
est réduite d’un facteur 10) mais aussi que le champ de distorsion résiduel est homogene sur toute
la surface de la mosaique. La corrélation résiduelle entre les étoiles (voir figure 5.5) montre que
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Fia. 5.3 — L’ellipticité des étoiles sur les champs de Megacam qui témoigne de l’anisotropie de la
PSF pour les champs D1 D8 et D4. Pour tous les trois champs , < e > est seulement de quelques
pour-cents au centre de la caméra, mais elle atteint environ 10% vers les bords (voir aussi fig.5.4). 1l
faut noter que les distorsions du correcteur grand champ qui étaient mesurées pendant les premiers
mois précédant la mise en service de l'instrument ont atteint des valeurs jusqu’a deux fois plus
élevée et elles affectaient sur plus de 50% du champ.

la distorsion résiduelle apres correction de la PSF a une amplitude d’environ 1% de celle atten-
due de la corrélation entre les galaxies induite par le cisaillement cosmologique. Pour identifier
plus précisément le signal et les systématiques, les données sont divisées en composante E et B.
L’efficacité de la correction de la PSF sur les étoiles ne garantit pas en effet qu’elle l'est aussi
a la position des galaxies. Nous avons déja signalé que les étoiles ne sont pas assez nombreuses
pour échantillonner une PSF fortement variable spatialement. La PSF peut étre bien corrigée a la
position des étoiles mais insuffisante entre les étoiles. Pour tester la qualité de la correction de la
PSF entre les etoiles on utilise un estimateur &, [Bacon et al. 2003, Heymans 2003], qui mesure
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FiG. 5.4 — Comportement des composantes e;, e, de Uellipticé des étoiles du centre au bord de
la caméra. La moyenne est faite dans des anneauzr concentriques autour du centre de la caméra;
r représente la distance moyenne des €toiles de l’anneau. Le bruit statistique plus élevé a petit
rayon résulte uniquement du fait que les anneaux internes ne sont pas construits a nombre d’objets
constant mais ont de moins en moins d’objets lorsque le rayon décroit.
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Fi1G. 5.5 — Composantes E (en rouge) et B (en noir) de la fonction de corrélation ¢ deuz points
entre les étoiles apreés correction de la PSF. Les barres d’erreur représentent l’erreur statistique.

la corrélation entre les étoiles, avant correction de la PSF, e*, et les galaxies aprés correction, egqq,

< e*egal >
< erer >2°

buye = (5.3)

53



Dans le cas d'une bonne correction &s,s = 0, sinon il y a une partie de la PSF résiduelle, i.e.
Ymes = Vtrue + @€*. La courbe de gauche de la figure 5.6 montre les statistiques du deuxieme ordre
mesurées sur les galaxies comparée avec sy et confirme encore une fois la bonne qualité de la
correction de la PSF. Celle de droite montre les mémes statistiques & deux points, comparées avec
la contrepartie B du signal. La variance < Mgp > et la fonction de corrélation £ présentent des
modes B a petite échelle. Une inspection plus détaillée montre que les objets dans 'intervalle de
magnitude 25. < r’ < 25.5 sont & l'origine de ces modes B. Ceux dans l'intervalle 21.5 < 7/ < 25.
ne montrent aucun signal de type B pour toutes les échelles et toutes les trois statistiques. L’origine
des modes B pourrait vraisemblablement étre due a une distorsion résiduelle engendrée par une
mauvaise correction de la PSF sur les objets faibles. L’amplitude mesurée des corrélations de
type B est aussi en accord avec les prédictions faites par Heymans et al. 2006b et donc on peut
faire "hypothese que la corrélation intrinseque galaxie-galaxie (EE) et la corrélation galaxie-lentille
(EC) définies dans le chapitre précédent, soient & 'origine des modes B. Cependant il est difficile
de prédire 'effet intégré le long de la ligne de visée, faute d’une estimation précise du redshift.
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F1G. 5.6 — Mesure des statistiques du deuziéme ordre: la fonction de corrélation £, la variance
< M2, > et la variance < |y|* >. A gauche: les modes E (en rouge) concernant les trois statistiques
sont comparées avec £gys (en noir). Les barres d’erreur sur les modes E incluent seulement la partie
statistique du bruit. A droite: les modes E (en rouge) sont comparés avec les modes B (en noir). Les
barres d’erreur des modes E représentent lerreur totale ( erreur statistique + variance cosmique)
calculée selon Schneider et al. 2002.
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Fic. 5.7 — Transmission des filtres F606 de la caméra ACS de Hubble Space Telescope comparée
a celle du filtre v’ de Megacam.

5.6 Interprétation du signal

Apres avoir déterminé la qualité du signal je suis passée a son interprétation cosmologique.
Comme il a déja été souligné dans le chapitre 4, le cisaillement cosmologique est avant tout sensible
aux parametres I, og, 2, et a la distribution en redshift des sources. Le CFHTLS-Deep dispose
de plusieurs bandes donc en principe on peut déterminer le redshift de chaque source. Mais comme
on le verra dans la section 5.9 la mesure des redshifts photométriques dans le champs de Deep
était encore assez incertaine au moment de cette analyse, principalement par manque de données
spectroscopiques, et seule une analyse qualitative des résultats a été possible. Pour une analyse
détaillée, il a donc fallu calibrer la distribution en redshift en utilisant les redshifts photométriques
du Hubble Deep Field North et South [Ferndndez-Soto et al. 1999]. Le HDF constitue un jeu de
deux champs panchromatiques du ciel profond (magnitude limite en bande F814 = 28) obtenus
a partir d’images prises par la caméra WFPC2 montée sur le Hubble Space Telescope. La surface
totale du champ est de 5.3 arcmin?.

La bande F606 de ce relevé est assez similaire & celle v’ du CFHTLS Deep (voir figure 5.7).
A partir d’'une comparaison croisée effectuée ultérieurement entre les données du champ D2, de
celles de COSMOS et des catalogues HDF dans les filtres F814 et F606 nous avons pu confirmer
que la relation entre ces deux filtres était particulierement simple: Irgogyy = 1.057" — 1.00. Pour
I'intervalle de magnitude du relevé CFHTLS-Deep (21.5 < 7/ < 25.5), Amag < 0.2

La distribution en redshift est paramétrée de la fagon suivante [Van Waerbeke et al. 2002]:

n(z) = ﬁ(;—é)a exp [—(i)g] , (5.4)

La fonction de distribution est obtenue en coupant les catalogues HDF dans la méme tranche
de magnitude et en associant a chaque galaxie une magnitude mag; pondérée par le méme poids
w; utilisé pour calculer les statistiques a deux points. L’image 5.8 montre la distribution pour le
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meilleur ajustement. Il correspond aux parametres o = 1.98, § = 0.66 z; = 0.098. L’estimation

0.8 A

0.6 N B

N(z)

0.2 A

00 v v v by v v v b b e
0.0 0.5 1.0 15 2.0 25 3.0
Redshift z

Fic. 5.8 — Courbe de la distribution en redshift déterminée avec le meilleur ajustement des
parameétres pour l’échantillon HDF 21.5 < v’ < 25.5. L’histogramme (ligne continue) tient compte
de la pondération des galazies et il est comparé avec celui (ligne discontinue) ot les galazies ne
sont pas pondérées. Les erreurs sont les erreurs statistiques

des parametres cosmologiques est ensuite faite dans un plan & 4 parametres (0g,Q,,h,2s), tous les
autres étant fixés avec les a priori donnés par les résultats de I'analyse du CMB-WMAP premieére
année. Les parametres « et 3 sont également fixés. On construit la fonction de vraisemblance £ en
utilisant les mesures de la variance top-hat < 72%(0) >:

ou d représente le vecteur des points mesurés, s le vecteur les points construits a partir du modele
et S est la matrice de variance-covariance. A la matrice de variance-covariance participent le bruit
statistique et la variance cosmique. Cette matrice est calculée en suivant Schneider et al. 2002b
pour une surface de 2.1 deg? et une densité de galaxies de 20/arcmin? (voir aussi le chapitre 6 pour
une explication plus détaillée concernant le calcul de la variance cosmique). La partie concernant
le bruit statistique est remplacée par le bruit mesuré sur les données. Pour construire S on a
besoin d’un modele de référence. Dans notre cas, j’ai choisi celui correspondant au modele le plus
vraisemblable selon I'analyse de WMAP premiére année (I' = 0.21, o3 = 0.88, Q5 = 0.7) [Spergel
et al. 2003]. Aux échelles que 'on considere il faut tenir compte de I’évolution non-linéaire du
spectre. On choisit d’utiliser soit le schéma PD, soit le schéma de halofit.

Les contraintes sur 2, et og sont obtenues en marginalisant sur h dans l'intervalle [0.6,0.8]
et sur z; dans lintervalle z, = 0.0987001321%0%0? représentant les limites +10 et +20. L'Univers
est par ailleurs supposé plat. Pour 2, = 0.3 on trouve og = 0.94 4+ 0.15 dans le schéma PD et
og = 0.90 £ 0.14 dans le schéma halofit. Ces deux résultats sont assez similaires parce que, comme

on l’a vu dans le chapitre 3, les deux schémas ne divergent significativement qu’a tres petites
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échelles®. A cause du petit nombre des points mesurés a ces échelles et du bruit statistique qui
les affecte, ces points ont une importance mineure sur la valeur des contraintes cosmologiques. La
figure 5.9 montre les contraintes dans le plan [€,,,05]. On étudie aussi les contraintes sur I’équation
d’état de I’énergie sombre supposée telle que P = wyp. La figure 5.10 montre ces contraintes dans le
plan [wo,,] dans le schéma PD marginalisant sur og = [0.7,1.], h = [0.6,0.8] et le méme intervalle
que précédemment pour z.

Os

0.2 0.4 0.6 0.8 1.0
o

F1G. 5.9 — Contraintes dans le plan [Q,,08] en utilisant le schéma PD. Les différentes couleurs
montrent les régions pour les niveaux de confiance 66%, 95% et 99%.

5.7 Le CFHTLS Wide

Les données du CFHTLS-Wide disponibles & 1’époque de la premiere release ont été co-additionnées
par Henk Hoekstra. Une comparaison a ’analyse des méme champs faite a 'TAP a permis de valider
la robustesse des techniques d’analyse et des mesures. Le champ du Wide contient 13 deg? du champ
W1 et 9 deg® du champ W3 dans la bande i'. La méthode utilisée est différente de celle utilisée
par Terapix. La méthode d’analyse en revanche est similaire a celle du CFHTLS Deep, bien qu’il
s’agisse d’installation de la méthode KSB modifiée par Henk Hoekstra. La figure 5.11 montre la
comparaison entre la fonction de corrélation mesurée sur les données du relevé CFHTLS-Wide et
le signal &, defini par I’équation 5.3. La figure 5.12 montre les statistiques a deux points £(¥),
< MZ,(0) > et < |y|*(0) > divisées en composantes E et B. Le signal mesuré est compatible avec

6. Par exemple & une échelle angulaire de 1 arcmin pour un redshift de 1 la taille physique correspondante pour
un modele EdS est inférieure & 1 Mpc/h et donc selon le plot 2.2 le changement entre la méthode Peacock & Dodds
1996 et Smith et al. 2003 n’est pas significatif.
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F1c. 5.10 — Contraintes dans le plan [Qy,wo] dans le méme schéma pour un Univers plat et w
constant. Les différentes couleurs montrent les régions pour les niveauzx de confiance 66%, 95% et

99%. Les contraintes sur l’énergiec sombre sont assez larges mais elles suggérent clairement une
valeur de wy < —0.8.
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Fic. 5.11 — Comparaison de la mesure de la fonction de corrélation a deux points sur les galaxies
(modes E) avec Uestimateur £sys défini dans la section 5.5. D’aprés Hoekstra et al 2006

celui du CFHTLS-Deep si on tient compte de la différence du redshift moyen (< z; >~ 1.0 pour
le Deep et < z; >~ 0.8 pour le Wide) due a la différence de profondeur des deux relevés.

Les parametres cosmologiques ont été obtenus de fagon analogue a celle utilisée pour le CFHTLS
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F1G. 5.12 — Mémes courbes que 5.6 pour le CFHTLS Wide. La composante E (en noir) est
comparée avec la contrepartie B (en blanc) du signal . Les erreurs ne prennent en compte que le
bruit statistique. D’aprés Hoekstra et al. 2006.

Deep. La distribution en redshift a aussi été calibrée grace aux catalogues HDF North et South.
Pour les calibrer, on a cette fois utilisé la similitude entre la bande F814 et la bande i’ de Megacam
dans la tranche de magnitude utilisée pour nos mesures (21.5 < i’ < 24.5 ). Un controle croisé
entre les différents relevés CFHTLS-Wide, COSMOS et HDF donne Fgi4 = 1.02¢" — 0.43, soit une
différence de magnitude Amag = 0.1

Le schéma PD donne og = 0.85 £ 0.06 pour Q,, = 0.3 (voir figure 5.13), compatible avec ce
que l'on trouve pour le CFHTLS Deep. Dans le cas d’un Univers plat avec w constant on trouve
aussi un résultat similaire & celui du CFHTLS Deep (voir figure 5.14): wy < —0.4.

5.8 Contraintes cosmologiques CFHTLS Deep+ Wide

La disponibilité des données provenant du CFHTLS Deep et du CFHTLS Wide qui nous ont
permis de vérifier la coherence des contraintes peuvent évidemment servir a une analyse conjointe.
En particulier, la confrontation de deux relevés de profondeur différente donne des informations
plus précises sur ’équation d’état de I’énergie sombre [Benabed & van Waerbeke 2004] car dans
Iintervalle de redshift 0 < z < 3 (qui contient donc les deux relevés) 1’évolution du spectre des
fluctuations de matiere est tres sensible aux propriétés de 1’énergie sombre.

Dans la figure 5.15, je montre les mémes contraintes cosmologiques précédemment montrées
pour le CFHTLS-Deep (5.9,5.10) et pour le CFHTLS-Wide (5.13,5.14), obtenues par 1'union des
deux jeux de données. Les intervalles dans lesquels on fait varier les parametres sont les mémes
que pour chaque relevé individuel. Le meilleur ajustement donne og = 0.86 £ 0.05 dans le schéma
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halofit et 0.89 + 0.06 dans le schéma PD pour €2,,, = 0.3.
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Fi1G. 5.15 — Contraintes pour le CFHTLS Wide+Deep dans le schéma PD.

5.9 Evolution du signal avec le redshift

L’observation d’une source dans plusieurs filtres permet de déterminer son redshift par pho-
tométrie, c’est a dire en comparant des flux relatifs mesurés dans différents filtres. Plusieurs logiciels
de mesure de redshifts photométriques sont aujourd’hui disponibles; par exemple Le-Phare” ou bien

7. Le Phare a été développé par S. Arnouts & O. Ilbert. Plus d’informations concernant ce code et son emploi
peuvent étre trouvées a la page web: www.lam.oamp.fr//arnouts/LEp HARE .html
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hyper-z® . Pour 'évaluation des redshifts du CFHTLS Deep, j’ai utilisé ce dernier.

Le principe est de comparer les flux relatifs des différentes bandes avec ceux construits a partir
de modele-types qui reproduisent la distribution spectrale d’énergie (SED) des types spectraux
de galaxies les plus courants. Le spectre d’une source étant décalé en fonction de son redshift, les
rapports entre les différents flux sont modifiés selon une loi complexe mais qui peut étre quantifiée.
Donc, si on minimise la différence entre le rapport des flux observés entre chaque bande disponible
et celui d’une série de modeles spectraux en fonction du redshift on peut estimer le redshift le plus
probable de la source. Naturellement, le type spectral de la galaxie observée est inconnu, donc cette
minimisation est faite dans ’espace de tous les modeles de distribution spectrale. Il faut noter que
la plupart des modeles spectraux de la bibliotheque Hyper-z caractérise un type morphologique.
Par la suite, on fera donc un usage sans distinction entre ces deux définitions de type.

En pratique, on minimise donc I’équation:

Nyittres

Gm S [P b P2 50

o
i=1 v

ot Fips et Fiemp représentent respectivement le flux observé dans chaque filtre et le flux calculé
pour un certain modele spectral. o; est l'incertitude liée a la mesure dans chaque filtre et b un
certain facteur de proportionnalité. Le facteur b dépend de la transmission des filtres.

Les modeles spectraux sont construits en considérant le taux de formation d’étoiles, la quantité
de poussiere, le taux de métallicité et le taux de rougissement di aux poussieres présentes dans
la zone de formation d’étoiles. La présence de nuages d’hydrogene neutre extragalactique est aussi
prise en compte. Elle est importante pour les objets a haut redshift qui voient leurs photons aux
fréquences Apya = 12164 et ALys = 1026 A absorbés par ces nuages.

L’ajustement étant fait dans ’espace de modeles, il est recommandé de disposer de filtres pour
lesquels les différents modeles montrent les différences les plus marquées. En pratique, puisque les
filtres sont larges on ne peut pas identifier les raies d’émission associées & certaines fréquences
caractéristiques; la détermination des redshifts est donc articulée autour de caractéristiques spec-
trales qui affectent le continuum, comme les cassures & 9124 ou & 4000 A dont 'amplitude change
significativement selon le type spectral.

Le manque de couverture des filtres autour de ces caractéristiques spectrales peut causer des
dégénérescences. Hyper-z peut alors trouver un minimum pour une morphologie différente de la
morphologie réelle de ’'objet qui peut donc étre accompagné d’un redshift inexact. Si ce phénomene
devient trop fréquent la distribution en redshift estimée par les redshifts photométriques n’est plus
fiable et certainement biaisée. Pour le CFHTLS, le jeu de filtres couvre les bandes centrées sur
3500 A (u*), 5000 A (g'), 6000 A (') 8000 A (i'), 9000 A (z'). La figure 5.16 illustre l'effet du
décalage spectral sur le spectre d’une galaxie en fonction de son redshift. La détermination des
redshifts photométriques dans le CFHTLS est dominée par la cassure & 4000 A, et donc, pour des
redshifts trop élevés la localisation de cette cassure n’est plus observable avec ce systeme de filtres.
En pratique le modele spectral d’une galaxie avec redshift z 2> 1.2 sera confondu avec celui d’une
galaxie d’autre modele spectral & bas redshift, en général z < 0.3 (voir figure 5.17). La méthode

8. Hyper-z a été développé par Bolzonella et al. [Bolzonella, Miralles & Pellé 2000]. Plus d’informations concer-
nant ce code et son emploi peuvent étre trouvées a la page web: http://webast.ast.obs-mip.fr/hyperz/
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F1G. 5.16 — La figure ci-dessus montre I’évolution du spectre observé dans les bandes u*, g', v’ i’ |2’

de Megacam en fonction du redshift de la source. Les redshifts sont 0, 0.3, 0.5, 0.8,1.2. La cassure
4 4000 A pour un redshift = > 1.2 ne sera plus observée par ce jeu de filtres. Cette image a été
construite grace a la génération d’un spectre synthétique par S. Charlot. Illustration communiquée
par Y. Mellier.

que j’ai utilisée pour déterminer la magnitude de chaque source dans les 5 filtres est la suivante.
Chaque objet a été détecté dans la bande v’ d’ot1 on a calculé ses parametres de forme en utilisant
le logiciel SExtractor. La magnitude dans les autres filtres est mesurée en conservant les parametres
déterminés dans la bande r’. De cette fagon, 'ouverture utilisée est la méme. On vérifie la coherence
de nos résultats en les comparant les magnitudes avec celles obtenues en utilisant la bande i’ ou
Iimage multi-couleur (image chi2) pour la détection des objets. La dispersion moyenne de la
magnitude des objets est entre 0.1 et 0.3 dans les différentes bandes. Cette erreur sur la magnitude
est bien plus élevée que celle suggérée par SExtractor sur chaque objet en chaque bande mais
elle reflete plus fidelement l'incertitude associée a la fagon avec laquelle on calcule les couleurs.
Ce sont ces couleurs et leurs incertitudes qui ensuite sont données comme parametres d’entrée du
code. La distribution en redshift obtenue par cette procédure est montrée sur la figure 5.18. Elle
ne semble pas montrer d’anomalies grossieres. Malheureusement, seule une analyse qualitative du
résultat a été possible a I’époque car les données spectroscopiques dans le champ VVDS n’étaient
pas publiques, raison pour laquelle les contraintes cosmologiques ont été estimées en calibrant
avec le HDF Nord et Sud. Malgré ces limitations, j’ai décidé d’étudier I’évolution du signal en
coupant les données en deux sous-catalogues. Chacun contenait la moitié des objets pour avoir un
bruit statistique comparable. La figure 5.19 montre que I’évolution du signal < v2(6) > suit les
prédictions cosmologiques. Les mesures dans les deux échantillons concordent avec les modeles a
“bas” et “haut” redshift. Ces modeles sont obtenus en prenant les valeurs du meilleur ajustement de
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Fic. 5.17 — Exemple de la dégénérescence résultant du manque d’identification de la cassure a
4000 A. Le jeu des filtres CFHTLS est similaire a celui montré dans ce plot, Uerreur en magnitude
est en moyenne plus élevé dans certaines bandes, la dispersion (et aussi le biais) sur estimation
de redshift photométrique montré ici est donc comparable avec celui qu’on attend pour les données
du CFHTLS-Deep. La disponibilité de la bande 2z’ pour les champs D1 et D3 devrait permettre de
sonder des redshifts légérement plus élevés. Image extraite de Bolzonella et al. 2000.
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Fi1G. 5.18 — Distribution en redshift des sources pour le champ D1 déterminée avec Hyper-z.

la distribution n(z) HDF, «, 8, zs en coupant cette distribution dans les intervalles 0.3 < z < 1.0
(bas reshift) et z > 0.8 (haut redshift). La coupure tient compte du fait que nos redshifts ont
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une incertitude au mieux de 0.2 (voir figure 5.18). Le signal & “bas” redshift apparait un peu
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F1G. 5.19 — Composante E du signal mesuré sur les échantillons a “bas” (points rouges) et “haut”
redshift (triangles rouges). Les barres d’erreur incluent la variance statistique et la variance cos-
mique relatives a chaque sous échantillon. Les respectives composantes B du signal sont aussi
montrées. L’erreur statistique est montrée sur ces dernieres. Le lignes noires continues représentent
le modéle cosmologique (A\CDM avec Qp = 0.7, Q,,, = 0.3, 05 = 0.8 et T' = 0.21) caractérisée par
zs = 0.098. Pour l’échantillon a “bas” redshift la distribution des sources appartient a lintervalle
0.3 < 2z < 1.0, pour celui a “haut” redshift elle comprend sources avec z > 0.8. Le zones ombragées
en jaune délimitent les régions correspondant a 'erreur +1o sur zs.

plus élevé que les prédictions, I'inverse est vrai pour le signal a “haut” redshift. Cela n’est pas
étonnant, vu le faible niveau de précision de ces estimations de redshift. Il est réaliste de penser
que des objets a haut redshift soient dans I’échantillon & bas redshift et inversement, en dépit
de nos précautions. Ce résultat, dont la limitation principale est I’absence de calibration par un
échantillon spectroscopique, montre qu’il est déja possible d’envisager I’étude du cisaillement dans
le CFHTLS avec une approche tomographique. Un probléme sérieux est cependant & considérer
pour les objets tres faibles (le CFHTLS Deep atteindra une magnitude limite i’ = 28.7 ) car il est
indispensable de disposer de calibrations spectroscopiques fiables.
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Chapitre 6

Variance cosmique

On appelle variance cosmique, l'incertitude associée aux propriétés du spectre des fluctuations
de densité de matiere P(k) & une échelle x provenant du fait que la partie d’Univers observée dans
un relevé, quelle que soit sa taille, ne représente qu'une des réalisations possibles du champ des
fluctuations 0(x,t). La variance cosmique se traduit par une source d’erreur supplémentaire dans la
mesure des parametres cosmologiques, mais qui dépend de I’échelle considérée du modele d’univers.
La variance cosmique associée aux statistiques du deuxieme ordre est généralement calculée en
faisant I’hypothese que le champ est Gaussien. Pour un modele cosmologique donné, elle peut étre
évaluée en produisant un nombre N de réalisations du champ de convergence & (i.e. de densité). La
variance cosmique est, par construction, la variance entre les IV réalisations a une échelle donnée
avec la condition que N soit suffisamment grand. Il est possible de construire des réalisations
stochastiques d’'un champ Gaussien (Gaussian stochastic processes) tel que k, par convolution
d’un bruit blanc avec la fonction de corrélation du champ x [Salmon 1996]. Une alternative &
cette méthode, est d’utiliser I’approche analytique suggérée par Schneider et al. 2002b. Cette
derniere méthode a été utilisée pour obtenir les contraintes cosmologiques dans le relevé CFHTLS.
Cependant, on sait que 'approximation de champ Gaussien, légitime a grande échelle, devient
de moins en moins correcte aux petites échelles ou le champ de fluctuations entre en régime non
linéaire.

Dans ce chapitre j’étudie, a ’aide des simulations de tracé de rayons, I'impact de 'approximation
du champ Gaussien sur le calcul de la variance cosmique. J’aborde ensuite les conséquences des
effets non Gaussiens sur la possibilité de contraindre 1’équation de 1’énergie sombre avec 1'étude
tomographique [Benabed & van Waerbeke 2004].

6.1 Définition de la variance cosmique en régime Gaussien

Comme je l'ai déja souligné dans la section 4.3, les quantités fi définies par l'expression 4.29
sont des estimateurs non biaisés des fonctions &4 . L’erreur liée a cet estimateur est donnée par la
partie diagonale de la matrice de covariance Cov(£4(61);&4(02)) définie par:

Cov(Ex(61);€x(62)) =< (£x(61) — Ex(61))(Ex(02) — E4(602)) > (6.1)
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Comme il sera plus clair dans la suite, la valeur de la variance cosmique d’un champ quelconque
dépend de sa valeur méme. Lorsqu’elle est mesurée directement sur les données cette valeur
est tres bruitée; pour cette raison on utilise un modele cosmologique de référence pour calculer
6.1, soit de fagon analytique, soit & l'aide de réalisations gaussiennes du champ [Salmon 1996].
Les interprétations cosmologiques du signal de cisaillement mesuré dans les relevés de premiere
génération, comme Virmos-Descart ou RCS, ou dans de plus récents comme le CFHTLS, ont été
conduites en choisissant comme modele de référence celui qui semble le plus vraisemblable selon
les données de I'expérience WMAP. Dans ce cas, on peut ne se concentrer que sur les termes de
covariance de &4 car £, = £ et toutes les statistiques & deux points peuvent étre écrites en termes
de &, sans devoir diviser le champ en modes E et B!

Le développement de l’expression 6.1, comporte une séparation en trois termes [Schneider et
al. 2002b]:

Cov(EL(61); €4 (A2)) = Dk (6 — 02) + qr 4+ < corrélations du 4°™¢ ordre > (6.2)

ou J, représente un delta de Kroneker dont la valeur est non nulle seulement si |61 — 8] < A6, la
taille du bin choisie pour calculer la fonction de corrélation. En d’autres termes, le premier terme,
qui représente le bruit da a lellipticité intrinseque des sources, est un terme diagonal. Le deuxieme
terme, est un terme de couplage entre le signal et le bruit. Dans le troisieme terme interviennent les
fonctions de corrélation du 4¢™¢ ordre. Schneider et al. 2002b donnent une expression analytique
pour le premier et pour le deuxieme terme:

D= 3979 10_9<%>4(1 dig2>1 (3() ar(:nin_2>72(1 arfmin) (A()e.{9)71 (6.3)
Q4+ = jjli /OW do &4 (\/19% + 93 — 2919 cos @) (6.4)

ou o, est la dispersion de l'ellipticité intrinseque, n la densité numérique des galaxies et A l'aire du
relevé. Ces expressions sont obtenues en moyennant sur ’ensemble des positions des galaxies dans
un relevé de surface totale A, dans le cas ol les effets de bord sont négligeables, ( i.e. 01,05 << A)
ainsi que ceux des masques. En pratique, on peut mesurer le premier terme directement a partir des
données pour s’affranchir de toute approximation. Le deuxieéme terme, tout comme le troisieme, ne
peut pas étre estimé a partir des données car son amplitude dépend de la vraie valeur de la fonction
de corrélation &£. Le troisieme terme présente une complication supplémentaire car il dépend de
la vraie valeur de la fonctions de corrélation a quatre points. Celle-ci ne peut étre déterminée que
si I'on connait les moments d’ordre quatre du champ des fluctuations. Cependant, dans le cas de
statistique gaussienne il peut étre ré-écrit comme la somme des produits des moments d’ordre
deux:

< correlations du 4°™¢ ordre >=r g+ 41 (6.5)

1. Calculer la matrice de variance-covariance de la fonction de corrélation avec un modele cosmologique de
référence, alors que c’est précisément la valeur de cette fonction qui est ’objet de la mesure (et donc on ne connait
pas sa valeur!!) peut sembler incoherent. C’est pourtant correct, si la variance cosmique ainsi calculée ne varie pas
trop en fonction des parametres cosmologiques. Néanmoins, dans le futur avec 'augmentation progressive du rap-
port signal sur bruit des données des trés grands relevés, il est envisageable d’exploiter directement le signal mesuré
comme modele. Dans ce cas le calcul de la matrice de variance-covariance doit tenir compte de la division du signal
de cisaillement en modes F et B.
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dont I’expression analytique est donnée par Schneider et al. 2002:

T+0

2 [ B "
H/o d¢¢/0 dﬂ1§+(|@ba|)/0 92 €, (Ity))

1 o) 2m
= g e[ dere(w) (6.6)
27

X

/ dipa € (|]) [ cos 4, cos dgy, + sindep, sindepy] |
0

avec ,,¥, définis en accord avec Schneider et al. 2002.

Les intégrales 6.6 peuvent étre évaluées seulement si on connait la valeur de &, &4 dans tout
Iespace2.

On remarque, que les intégrales ¢4, r1¢ et 711 dépendent toutes de I'inverse de la surface du
relevé et donc on peut recalibrer immédiatement la covariance pour un relevé de taille quelconque
pourvu que les échelles angulaires soient beaucoup plus petites que la taille du relevé.

L’évaluation des quantités ¢4, r4o et r4; pour un modele cosmologique donné permet de
connaitre la variance cosmique correspondante pour les autres statistiques du deuxieme ordre,

telles quelles < M?2, > et < |y|*> >, en utilisant des filtres appropriés [Schneider et al. 2002b].

6.2 Variance cosmique d’un champ non-Gaussien

L’approximation du champ Gaussien est de moins en moins vraie aux petites échelles. On peut
étudier a ’aide des simulations de tracés de rayons, quel est 'impact de I’approximation 6.5 sur
I’évaluation de la variance cosmique [Semboloni et al. 2006b].

En utilisant un jeu de simulations a N-corps ACDM , on construit 64 lignes de visée, chacune
avec une surface projetée de S = 7 x 7deg? selon la méthode décrite dans I’appendice A de Hamana
et al. 2002. Le jeu de simulations est composé de 7 simulations de coté 200 Mpc, 4 de coté 400
Mpec, 3 de coté 600 Mpc , et 2 de coté 800 Mpc. Pour construire le plus grande nombre possible
de lignes de visée, des permutations et des rotations de ces cubes sont aussi utilisées. Le modele
cosmologique est en accord avec celui proposé par Spergel et al. 2006, sauf pour la normalisation
du spectre qui vaut ici og = 1. Elle est sensiblement plus grande que dans Spergel et al. 2006
(08 &~ 0.75) pour des raisons historiques, les simulations ayant été produites & une époque ou les
données observationnelles suggéraient une valeur voisine de og ~ 1.

Pour chaque ligne de visée on construit 64 cartes de masse projetée x en choisissant une distri-
bution des sources f(z) = dp(.=-,) avec 0.2 < z; < 3 avec resolution > 0.4 arcmin. Van Waerbeke
et al. 2002 montrent que les effets de la non Gaussianité du champ devraient commencer a étre
importants autour de 10 arcmin pour un redshift des sources voisin de I'unité. On s’attend a ce que
cette échelle varie légerement en fonction du redshift moyen des sources zg, d’une part parce que
la taille physique correspondante a une échelle angulaire donnée change, et d’autre part parce que
la formation des structures est plus avancée a bas redshift. Pour évaluer l'effet de la non linéarité

2. Dans la pratique si on s’intéresse a la mesure des fonctions de corrélations & des échelles plus petites que =~ 1 deg
on peut couper les intégrales a des échelles supérieures, par exemple =~ 3 deg, pour calculer la variance cosmique de
la fagon analytique suggérée par Schneider et al. 2002b.
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sur la matrice de variance-covariance, on compare Covgaussé+ (91,02) = r4o + r41 donnée par I’-

expression 6.6 au terme Cov&,y (91,92) mesuré directement comme étant la covariance entre les N

simulations: ~ ~

S (Eri(91) = & (91))(Era(92) = € (92)

N

o1 £, ,£_ sont les fonctions de corrélation moyennes sur les N simulations. Ce terme est directement

comparable avec CovgaussE+ (P1,092) car on utilise un nombre trés grand d’objets et un bruit nul3.
Soit F(1}1,92) le rapport entre Covéy (91,92) et Covgaussé (91,92) . Lobjectif est de recalibrer

la matrice de covariance en régime Gaussien en fonction de 61,05 et de corriger les prédictions

COVfJr (191 ,192) =

(6.7)

Gaussiennes en y incluant des effets non Gaussiens. Avant tout, on remarque que si la dépendance
x 1/A dans I’équation 6.6 est vraie, la valeur F(1,02) mesurée ne devrait pas dépendre de la taille
A utilisée pour calculer 6.7. En particulier, on devrait toujours avoir un rapport F(t1,02) = 1 a
grande échelle. La figure 6.2 montre la partie diagonale de la matrice F(1,92) pour différentes
tailles A utilisée pour calculer la covariance (6.7). Elles correspondent & a 1/4, 1/9, et 1/16 de
la surface totale de chaque image. Dans chaque cas, la covariance 6.7 est calculée en supposant
que chaque sous-image est indépendante. La valeur N correspond au nombre total de sous-images
utilisées. La valeur de l'expression analytique Covgaussé+(91,92) est calculée en utilisant comme
modele de référence les fonctions £, €. moyennes des 64 réalisations. On constate deux faits
importants:

— la valeur de F(¥}) pour tous les relevés dont la taille A << S est assez similaire, tandis que

dans le cas A = S elle differe significativement des autres.

— la limite F(91,02) = 1 n’est pas atteinte asymptotiquement.
Pour comprendre l'origine de ces phénomenes et choisir une taille A optimale pour la calibration,
il faut tenir compte de plusieurs effets qui pourraient modifier 'amplitude de la variance cosmique
mesurée sur les simulations. Il s’agit de la variance intrinseque des simulations et du biais introduit
par la mesure de la fonction de corrélation dans une boite de taille finie (Peebles 1974).

Tout d’abord on remarque que la mesure de F(91,92) effectuée avec une taille 4 = S est biaisée.
En effet, les lignes de visée correspondant a cette taille angulaire représentent une dimension
physique équivalente a celle des simulations. La variance que ’on mesure entre ces réalisations
sous-estime l'amplitude réelle parce que les conditions de périodicité dans chaque cube doivent
étre respectées (par exemple le nombre de particules est le méme). Si 'on divise ces cones et qu’on
traite chaque sous-image comme des ensembles indépendants on minimise l'effet, et il faut donc
choisir une taille 4 < S. Cependant I'expression 6.6 n’est vraie que dans le cas ou les effets de
bord sont négligeables. La convergence entre les mesures dans le cas A < S, qui est visible sur
la figure 6.2, montre que I'on peut sélectionner une taille quelconque parmi celles indiquées. On
mesure en effet, la valeur du rapport F(d1,92) pour les tailles A = 3.06, 5.44, et 12.25 deg? et
plusieurs plan sources sans trouver une dépendance de la taille. On peut donc conclure que la
différence en amplitude du ratio F(¥1,02) pour différents choix de la taille A est liée & la taille
finie du jeu de simulations. Par ailleurs, on montrera dans la suite qu’elle est en accord avec la
variance associée a chaque courbe par la méthode de bootstrap. Le fait que la limite asymptotique
differe de la valeur unité aux grandes échelles s’explique par le comportement de &4 moyen, qui

3. Si on n’utilise pas un nombre suffisant de mesures, la valeur de la variance augmente, pour un simple probleme
de sous-échantillonnage.
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diminue lorsque A < S, comme le montre la figure 6.1. Il s’agit d’un biais qui provient de la mesure
d’une fonction de corrélation sur un support fini (Peblees 1974). L’effet sur £_ est négligeable. Cette

0(arcmin)

Fic. 6.1 — Comparaison entre la fonction de corrélation moyenne €, mesurée a partir de 64
simulations de taille originale (en noir) et celle mesurée en découpant les images en 9 sous-images
(en magenta).

interprétation est confortée par le fait que le comportement est identique pour tous les plans sources
utilisés et que dans le cas A = S le rapport F(91,92) 2 0.8 pour tous les plans sources. L’écart
résiduel enregistré dans le cas A = S peut étre attribué au fait que les simulations ne sont pas
completement indépendantes (on utilise des permutations du méme jeu de simulations a N-corps),
et a la perte des modes dont on a parlé plus haut. Finalement, j’ai vérifié qu’en utilisant un autre
jeu de simulations construit selon une technique différente et dont je parlerai dans la suite donne
le méme type de comportement (la fonction F(1,92) cette fois converge vers 'unité comme on le
voit dans les plots 6.6).

Choisir £, et £_ mesurés sur les simulations avec A < S permettrait d’éviter cet effet & grande
échelle. Cependant, le calcul numérique de 6.6 demande aussi la connaissance de £ et £_ grandes
échelles. Enfin, on remarque que ce probleme qui concerne majoritairement les larges échelles est
marginale si on recalibre la matrice F(¢1,02) que aux petites échelles.

On peut donc conclure que la taille A = 5.44 deg? est optimale. De plus, pour éviter une
contamination par le biais a grande échelle il est raisonnable de ne recalibrer la matrice variance-
covariance que pour des échelles ¢ < 10 arcmin. La limite de précision de la calibration de la
matrice non Gaussienne est donc donnée par la variance intrinseque due au fait que le nombre
de simulations est limité. On peut avoir un idée de son amplitude en mesurant la variance de la
variance entre les différents jeux de sous-images. Plus précisément, puisque chaque image a été
divisée en 9 sous-images, on dispose de 9 jeux composés chacun de 64 images. Sur tous ces jeux,
on calcule la variance donnée par 6.7 puis on compare leur différence. La figure 6.3 montre ’erreur
sur la variance estimée & partir des 9 jeux en utilisant 6.7. Cette erreur d’environ 30%, et donc la
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limite de précision qu’on peut atteindre pour notre calibration est de I'ordre de 10%.

15 T T
; \\ [----- A =12.25 deg’
ER [--=-- A =5.44 deg’]
M | [——= A =3.06 deg’]
10 =
%? I
2
L I
5 .
ol N
1 10
Y (arcmin)
Fi1Gc. 6.2 — Partie diagonale du rapport F(01,92) pour le jeu de simulations correspondant a

zs = 1. Les différentes courbes montrent que ce rapport varie en fonction de la taille A des sous-
images utilisées pour mesurer la variance de la fonction de corrélation . La courbe en noir
est Uajustement obtenu avec une taille A = 5.44. Les barres d’erreur sont calculées par bootstrap
sur 1000 réalisations et concordent avec l’erreur de 10% estimée en analysant plusieurs jeuz de
sous-images (voir texte).

La figure 6.4 montre la partie diagonale de la fonction F(1¥1,92) pour quelques plans source.
Elle suggere de paramétrer la fonction F(¢1,95) avec une expression de la forme:

az)
F(01,92) = W (6.8)

ol les parametres a et (3 sont fixés pour chaque redshift par I'ajustement de la fonction 6.8 a la
valeur F(¢91,02) mesurée pour des angles 1 < 91,15 < 10 arcmin. La limite inférieure est fixée pour
éviter tout probléme di a la pixelisation. Avec cette procédure, on calcule « et 8 pour 9 plans
source avec les redshifts z, = [0.4,0.5,0.8,1.2,1.4,1.5,2.1,3.0].

On remarque que la valeur de F(¢;,92) augmente pour les petits redshifts comme ’on pouvait
s’y attendre. L’échelle de transition ¥, pour laquelle F(¥;,92) > 1. change aussi. L’ajustement
effectué en utilisant I’équation 6.8 s’avere en bon accord avec les points mesurés. La figure 6.2
montre le résultat de ce type d’ajustement pour le cas particulier ou z; = 1. En se déplacant
hors de la diagonale le résultat se dégrade légérement mais ’écart ne dépasse jamais 20%. Cette
limitation n’est pas génante & ce niveau car au fur et & mesure que v et ¥ divergent les coefficients
de corrélation deviennent rapidement négligeables comparés a ceux des régions ou v; ~ ¥5. Une
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F1a. 6.3 — Incertitude mesurée sur les 9 jeux construits a partir des sous-images (voir texte).
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F1a. 6.4 — Partie diagonale de la matrice F(91,92) pour différents redshifts des sources.

fois déterminés « et B pour les 9 plans source, j’ai construit une relation empirique qui permet de
calibrer Covgaussé+(91,02) & petite échelle en fonction du redshift des sources.

a
alz) = 2712 + as
B(z) = by 2" exp(—2z%) + by. (6.9)
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F1G. 6.5 — Mesure des coefficients o, B et 0. pour différents plans source. Les barres d’erreur sont
calculées par bootstrap sur 1000 réalisations. La courbe représente l'ajustement effectué en utilisant
les fonctions décrites dans le texte.

Avec cette procédure, j’ai pu mesurer ’évolution de 1’échelle angulaire de transition . en
fonction du redshift des sources et l'ajuster avec une expression analytique de la forme ¢, =
Z% + t3. La figure 6.5 montre I'ajustement correspondant aux valeurs des parametres suivantes:
(a1,a9,a3) = (16.90,0.95, — 2.19), pour «, (b1,b2,bs3,b4) = (1.62, — 0.68, — 0.68, — 0.03) pour S et
(t1,t2,t3) = (8.07,0.95,1.65) pour 6.

6.3 Coherence de la méthode et dépendance de oy

Pour vérifier la consistance de la méthode j’utilise deux jeux de simulations de tracés de rayons,
caractérisés par z; ~ 0.5 et z5 ~ 1.0, réalisées avec le code TreePM (White 2002). Une description
détaillée peut étre trouvée dans Heymans et al. 2006b. Ces deux jeux sont de taille plus petite
que celle de Hamana. Elles sont chacune composée de 12 images de taille S = 25 deg?. Le modele
cosmologique est encore un ACDM en accord avec Spergel et al. 2006 avec une valeur de og = 0.8.

L’analyse de ces simulations doit permettre de vérifier les résultats de la section précédente. Les
courbes de la figure 6.6 montrent que pour les deux jeux la valeur de F(¢;,92) converge vers 'unité
pour des grandes échelles angulaires. L’effet dii a ’absence de modes qu’on a évoqué auparavant est
ici négligeable car la taille angulaire des lignes de visée est déja, a 1’origine, plus petite que celle des
cubes des simulations a N-corps. C’est effectivement démontré en utilisant des sous-images de taille
A = 5.44 deg? car le rapport F(1,92) ne change pas & petite échelle. En revanche, on retrouve qu’a
cause de la mesure biaisée de la fonction de corrélation, aux grandes échelles le rapport devient
plus petit que l'unité lorsque F(¥1,92) est calculé sur les images de taille A < S.

Ces deux jeux peuvent aussi étre utilisés pour étudier qualitativement le changement de com-
portement du rapport F(6;,02) avec la normalisation og. La courbe de la figure 6.7 montre comment
F(61,02) varie avec ce parametre.
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F1G. 6.6 — Le panneau de gauche montre les valeurs du rapport F(91,92) mesuré le long de la
diagonale pour le jeu de simulations avec z; = 1. Les valeurs obtenues en utilisant une taille A =S
(losanges) sont comparées a celles obtenues en choisissant A = 5.44deg? . Les barres d’erreur sont

calculées par bootstrap sur 1000 réalisations. Le panneau de droite montre les mémes résultats pour
le jeu caractérisé par zs = 0.5.
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F1G. 6.7 — Les wvaleurs du rapport F(01,02) pour zs = 1 et zg = 0.5 trouvées avec le jeu de
simulations avec og = 1. (lignes pointillées en bleu et noir) sont comparées avec celles obtenues

avec les simulations avec og = 0.8 (losanges en noir et triangles en bleu). Les erreurs ne sont
montrées que sur les jeuxr ayant og = 0.8 pour plus de clarté.
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6.4 Effet de la non linéarité du champ sur les contraintes
cosmologiques

A la lumitre de ces résultats il faut explorer les implications de la calibration sur la précision
avec laquelle on peut contraindre les parameétres cosmologiques par cisaillement gravitationnel. La
figure 6.8 montre le changement de la variance cosmique attendu par I'introduction de la correction
non Gaussienne pour une collection de relevés présents et futurs. Les caractéristiques de ces relevés
sont résumées dans le tableau 6.1.

TAB. 6.1 — Caractéristiques principales des relevés présentés sur la figure 6.8.

Nom A (deg?) | nga/aremin? | < z, >
GEMS 0.25 65 1
COSMOS 1.6 80 1.2
CFHTLS Wide 50 15 0.8
SNAP deep 15 300 1.4
SNAP wide 260 120 1.2

La figure 6.8 montre la différence entre I'erreur totale en approximation Gaussienne et celle
avec la correction non Gaussienne dans I’évaluation de la variance cosmique associée a la fonction
de corrélation £(0). Au fur et & mesure que l'erreur statistique diminue, I'importance de cette
correction 6.8 devient de plus en plus importante. Cependant, la plus grande partie des contraintes
cosmologiques fournies par le cisaillement proviendra des relevés couvrant de vaste zones du ciel.
Cela sera encore plus vrai pour les relevés du futur tel que DES, DUNE, KIDS, LSST ou SNAP.
Dans ce cas, le terme correctif de la variance pour des échelles angulaires ¥ < 10 arcmin, méme
s’il s’avere important, ne devrait pas beaucoup affecter les résultats.

En revanche, cette correction devrait rendre plus compliquée la mesure de I’équation d’état
de I'énergie sombre par cisaillement cosmologique. En effet, les contraintes sur 1’équation d’état
de I’énergie sombre proviennent de la comparaison du signal du cisaillement a différent redshifts,
mais & petite échelle [Benabed & van Waerbeke 2004]. Une variance entre 5 et 10 fois plus grande
a des échelles autour d’une minute d’arc suggérée par la figure 6.7 semble changer sensiblement les
résultats montrés par Benabed & van Waerbeke 2004. Cependant, seule une étude plus approfondie
en utilisant des simulations avec une valeur de og plus proche de la valeur actuellement acceptée
peut fournir une réponse quantitative.
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Fic. 6.8 — La figure montre Uerreur totale en régime gaussien, i.e. le résultat des contribution
6.3,6.4 et 6.6, sur une famille représentative de relevés. La densité et la taille utilisées pour évaluer
6.3,6.4 et 6.6 pour chaque relevé sont indiquées dans la table 6.1. La valeur o. de la dispersion
de Uellipticité intrinséque est prise 0.3 pour les relevés spatiaux (SNAP, COSMOS et GEMS) et
0.44 pour les relevés au sol (CFHTLS Wide). Pour chaque relevé, cette erreur est comparée avec
celle que ’on trouve apres la recalibration des termes 6.6 qui est effectuée en utilisant les redshifts

indiqués dans la table 6.1.
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Chapitre 7

Effet du “masking” sur la
reconstruction du spectre

Avec la disponibilité de grands relevés et d’algorithmes de plus en plus performants dans la
reconstruction du champ k a partir de Uellipticité des galaxies, comme par exemple ceux dérivés
des relations 3.21 ou 3.23, il devient envisageable de mesurer directement le spectre de puissance de
la masse projetée par transformée de Fourier des cartes de masse projetée. Cependant, la présence
de masques devra étre prise en compte car, comme on le discute dans ce chapitre, elle affecte le
spectre. La méthode que j’adopte permet d’obtenir des prédictions sur le spectre affecté par la
présence des masques qui peuvent étre directement comparées au spectre observé.

7.1 Effet de la présence des masques: génération de modes
E, B et ambigus

En utilisant 1’équation 4.23 on peut écrire 71 (1) et J2(1) en fonction de (1) et 75(1):

Y1(1) = e (1) cos(2) — (1) sin(2¢) (7.1)
Y2(1) = 7e(1) sin(2¢) — b (1) cos(29)

La présence des masques sur un relevé peut étre formalisée de la fagon suivante:
Vmes(0) = 7(0)F(0) (7.2)

ot ¥(0) est la valeur du champ de cisaillement & une certaine position angulaire 8, F(0) est la
fonction fenétre dont la valeur est 1'unité dans le cas d’absence de masques et nulle autrement,
Ymes(0) est le signal mesuré. En utilisant la relation 7.1 et la transformée de Fourier de I’équation
7.2 on trouve:

el = [ S e (000 ) vaa (N0 V]F-9
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ol ¢, représente 'angle entre q et 'axe des abscisses. Dans le cas d’un champ de cisaillement on
peut poser yg(l) = 0. Selon la définition 7.1 on peut définir deux quantités vg mes(l) et v, mes(l)
qui sont des combinaisons linéaires des composantes de Ym,es(l), par analogie a ce qui a été fait
dans le chapitre 4.

%Eﬂnes(l) = / (;iT(;lQ:?E(l)‘%(l - q) COS(2¢lq) (74)
2 -~
T mes (1) = / (;IT‘;‘ﬁE(z)f(l — q)sin(261,) (7.5)

ol ¢4 est 'angle entre 1 et q. Enfin, on peut écrire les moments du deuxieme ordre mesurés:

< |A’y/mes:7/mes|2 >=< |:Y/E,mes§E,mes|2 >+ < ‘ﬁB,mes:};B,mesF >+ < |aE,mes:Y/B,mes|2 > (76)

L’équation 7.6 montre qu’a cause de 'introduction de la fonction F, méme si le champ de cisaille-
ment est de type F, le spectre de puissance mesuré contient a priori trois différentes composantes:
une de type E, l'autre de type B et une troisieme qui provient du couplage entre les deux, que 'on
appelle une composante “ambigué”. On remarque que la définition de la fonction F est générale et
qu’a chaque fois qu'une fonction de transport F # 1! est appliquée au champ + original il n’y a
aucune raison que le spectre mesuré soit le vrai spectre du cisaillement. Les différentes composantes
de I’équation 7.6 sont données par:

2 .
< Fpmes Wimmes D2 > = / (‘227‘1)21%1(q>ff<1q>2c<>s(2¢qz>2
< Fmes DTmmes P > = / (;iT‘;gPK<q>ﬁ<l—q>2sin<z¢qz>2 (7.7)
< Fpmes ViBames M2 > = / (;lT‘;Pn(q)\f(l—q)\2c0s<2¢qz>sin(2¢>qz)

En suivant la définition générale du spectre de puissance on définit alors:

(27T)2PE,meS(l) = < WE,meS(l)iE,meS(mz >
(QW)QPB,mes(l) = < |ﬁB,mes(1):Y/B7mes<l)|2 >
(27T)2PA,mes(l) = < |§E,mes(l)§3,mes(l)|2 >

ol on a utilisé le symbole A pour la composante ambigué ou couplée. L’image 7.1 montre deux
exemples réalistes de masques que j’ai utilisés pour quantifier les effets sur la mesure du spectre
de puissance. Le premier exemple est un masque appliquée a un des champs de VIRMOS-Descart.
Sa dimension est de (2048 x 24) x (4096 x 8) pixels. Chaque pixel couvre une taille angulaire de
0.206 arcsec ce qui donne une couverture totale de 2.8 deg x1.9 deg. Le deuxieme exemple est celui
du champ D1 du CFHTLS dont j’ai donné les caractéristiques dans le chapitre 5. Les courbes 7.2
montrent comment le spectre mesuré est altéré par les effets des masques décrits selon les équations

1. Du point de vue mathématique l’existence des modes B et ambigus s’explique par un manque d’information
compléte. Plus précisément, la séparation en modes E et B pour un champ quelconque n’est bien définie que lorsque
le champ peut étre mesuré dans un domaine fermé et connecté. Cette condition n’est pas rigoureusement vérifiée
dans les relevés réels.
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7.7 pour ces deux cas. Le spectre théorique utilisé pour ces graphiques est en accord avec le modele
de WMAP-3 [Spergel et al. 2006] avec une constante de normalisation og = 0.8. Les résultats
dans le cas du champ VIRMOS-Descart et du champ D1 sont assez similaires. Dans les deux cas
I’isotropie du spectre est perdue a cause de I'asymétrie introduite par le masque, dont les structures
apparaissent pour certains modes caractéristiques préférentiels. Cependant, ’amplitude des modes
B et A n’excede jamais 10% de celle des modes E.

Fic. 7.1 — Ezemple réaliste de masques: a gauche le champ F1j (taille 2.8 x 1.9deg?) du relevé
VIRMOS-Descart et a droite le champ D1 (taille 1deg?) du relevé CFHTLS.

7.2 Effet du couplage bruit-masking

On peut maintenant généraliser 7.2 et estimer ’amplitude des modes E,B et A dans le cas ou
le bruit dua a lellipticité intrinseque de la population source n’est pas nul. L’équation

Tmes(0) = (7(0) + €(6)) F(0) (7.8)

est équivalente a I’équation 7.2, mais avec la présence d’'un terme de bruit €(8) = €1(0) + ie2(0).
Les composantes mesurées deviennent alors:

v mes Iy mes 1 2 =
< ‘FYE, ( )’)/E, e ( )‘ > (27‘(‘) (277')2

2 <ve(q)e(q) >+ < e(q)e(q’) > |

< WB,mes(l)aB,meS(l)‘2 > = (2m)?
2 < y(@)e(d) > + < ela)e(d) > ]
< I%,mes(l)%,mes(l)\z > = (2m)
2 < yp(@)e(d) > + < e(q)e(d) > |

(
[
(
[
(
[
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21)2 P mes (1) + / d q2 / ¢q cos(2¢1q) cos(2¢1 ) F(l— q) F*(1—d’
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21)? Py mes(1) +/(;iT§12/ d’q sin(2¢iq) sin(2¢1q ) F ( —q)F (1-
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FIiG. 7.2 — A gauche: Composantes E (losanges verts) B (triangles bleus) et A ( carrés ma-
genta) du spectre mesuré dans le cas des masques du relevé VIRMOS-Descart. A droite: les mémes
composantes pour le champ D1 du CFHTLS.

ol Pg mes(1), PB mes(1) et Pa mes(l) représentent les composantes du spectre mesurées dans le cas
du bruit nul et en présence des masques 7.7. On choisit ici un modele de bruit simple donné par
Pellipticité intrinseque des galaxies et caractérisé par sa dispersion o:

< €(0)e(8") >= 026(g—g) (7.9)

non corrélée avec la valeur du cisaillement. En utilisant la transformée de Fourier de ’équation 7.9
on trouve alors:

A da  ~
PR = Ponel) +0c [ G1F1 = @) osn?
, da ~
PR = o) o [ G170 — a)sin(on, (7.10)
. da  ~
PR = Paged)+ o [ 555170 = @) cosén) sinlon,)

Donc, dans le but de mesurer la bonne valeur du spectre dans le cas d’absence de masques, la
premiere équation doit étre corrigée et elle devient:
noise _ dq2 T 2 2
PE,mes(l) = PE,meS(l) + o Wu:(l —q)| (COS(¢lq) -1) (7.11)
ce qui permet d’éliminer le biais apporté par 'ellipticité intrinseque dans la mesure du spectre. On
remarque que dans le cas ol les masques ne sont pas présents, le bruit n’a aucun effet sur la mesure,
i.e. on peut mesurer le spectre directement a partir des données sans avoir de biais. En revanche,
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dans le cas de la présence des masques le bruit intervient dans un terme de couplage avec les
masques. La figure 7.3 montre les prédictions pour chaque composante, pour un bruit d’ellipticité
intrinseque caractérisé par o. = 0.3 dans le cas des champs VIRMOS-Descart et D1 utilisés plus
haut. L’effet du bruit 1ié & Dellipticité intrinseque des galaxies est negligeable & petits |k|, tandis

1012+

10714 -

10776 L0t v N L L L
10! 102 103 104 105 106 102 103 104 108 106
Ikl Ikl

F1a. 7.3 — A gauche: composantes E (losanges verts) B (triangles bleus) et A (carrés magenta)
du spectre mesuré résultant de l'utilisation de masques et en présence de bruit du a [’ellipticité
intrinseque des galazies dans le relevé VIRMOS-Descart. A droite: mémes analyses pour le champ
D1 du CFHTLS.

qua grand |k| ( i.e. petites échelles angulaires dans 1’espace réel) il apporte des modifications
aux composantes E et B du spectre mesuré. Ceci est en accord avec le fait que le bruit statistique
affecte plus les petites échelles angulaires que les grandes, comme on le voit aussi clairement d’apres
I’expression 6.3.

La méthode présentée dans ce chapitre permet a priori de prédire le spectre mesuré dans un
relevé par inversion dans l'espace de Fourier des cartes de masse projetée quel que soit le bruit et
les masques utilisés, sans besoin d’un modele analytique. Elle peut étre utilisée pour contraindre les
parametres cosmologiques en utilisant la méthode des moindres carrés présentée dans le chapitre
5. Il faut pour cela minimiser la différence entre le spectre mesuré et le spectre théorique affecté
par le couplage bruit-masques, (P,,.s(k) — P¢°(k))2, pour chaque composante F, B et A.

mes
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Chapitre 8

Biais de calibration dans la mesure
du cisaillement cosmologique

On a déja souligné a plusieurs occasions dans cette these, I'importance de réduire 'effet du
biais dans la mesure du cisaillement cosmologique a partir de ellipticité mesurée dans un relevé
de galaxies. Dans le chapitre 4 j’ai abordé le probleme du biais causé par la corrélation intrinseque
des galaxies a l'intérieur des amas et par la corrélation entre ellipticité intrinseque et lentilles
d’avant plan qui peuvent affecter le signal. Les conséquences de la sous-estimation de la variance
cosmique ont aussi été abordées tandis que celles d’une évaluation incorrecte de la distribution en
redshift des sources, dont je parlerai dans le chapitre suivant, ont été discutées par van Waerbeke
et al. 2006.

Dans ce chapitre je discute du possible biais lié a la méthode utilisée pour mesurer ’estimateur
de cisaillement « défini par 4.46. J’ai évoqué dans le chapitre 4 qu’aujourd’hui on dispose de
plusieurs techniques qui permettent de dériver un estimateur du cisaillement a partir d’un relevé
de galaxies. Ces techniques ont été implémentées par différents groupes et éventuellement testées
de fagon indépendante. Pour obtenir des contraintes fiables sur le spectre primordial a partir des
mesures du cisaillement gravitationnel, il est nécessaire de valider et améliorer chaque méthode sur
un ensemble de simulations réalistes partagées par les équipes développant ces outils. Le programme
STEP (Shear Testing Program) est une collaboration internationale dont le but est d’évaluer,
comparer, améliorer et valider toutes les méthodes d’analyse du cisaillement existantes et de rendre
publiques leurs caractéristiques et performances.

La mesure de la quantité 4.46 a partir d’'un relevé de galaxies comporte une grande quantité
d’opérations. Le résultat dépend donc d’un grand nombre de facteurs et I'impact de chacun d’eux
sur les relevés sol ou espace ne peut pas étre exploré sans une analyse tres longue et approfondie.
Pour cette raison il est prévu que le programme STEP se déroule en plusieurs années. Progressive-
ment, depuis environ deux ans, des simulations indépendantes construites par plusieurs groupes
et utilisant différentes méthodes! sont mises a la disposition de la communauté. Les simulations

1. Chaque méthode doit étre validée pour ’ensemble des conditions d’observation qui peuvent étre raisonnable-
ment envisagées (i.e. PSF, seeing, distribution spatiale et/ou densité d’étoiles, bruit, etc...). A terme, elles doivent
permettre de les tester sur un jeu d’images simulées reflétant tous les cas de facon la plus réaliste possible. Le choix
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contiennent un signal de cisaillement dont ’amplitude est inconnue. Elle sont ensuite analysées
par chaque participant, et les catalogues du cisaillement estimé sont envoyés sur un site commun
pour leur comparaison. Le biais entre signal mesuré et signal injecté est ensuite communiqué a
tous les participants au programme. Plusieurs aspects de la mesure du cisaillement qui peuvent
étre a 'origine de biais sont aussi explorés. Comme par exemple, I'imprécision sur la position du
centroide, la sensibilité des mesures a la luminosité, a la taille caractéristique ou au rapport signal
sur bruit des objets.

La premiére analyse STEP [Heymans et al. 2006a], STEP1, a permis de voir que les diverses
implémentations de la méthode KSB souffrent de biais tres différents. STEP1 fut aussi le premier
test des méthodes d’analyse du cisaillement par shapelets. En ce qui me concerne, je ne m’intéresse
ici qu’a la méthode KSB et a ses différentes versions car c’est celle que j’ai personnellement utilisée.
Dans la suite je décris comment il a été possible, grace aux simulations STEP1 et STEP2, d’iden-
tifier les origines du biais qui affectait ma propre chaine d’analyse et comment j’ai pu le corriger.

8.1 Validation de la méthode KSB

8.1.1 Les simulations STEP1

Les deux jeux de simulations avec lesquels ont été effectués les premiers tests dans le cadre du
programme STEP ont été réalisés d’une part en utilisant le logiciel Skymaker (voir la page web
http://terapix.iap.fr/cplt/oldSite/soft/skymaker/) et d’autre part en utilisant un code de
shapelets | Massey et al. 2004]. La fagon dont les galaxies sont générées par les deux logiciels est
différente. Dans Skymaker les galaxies sont composées d’une partie centrale (bulbe) caractérisée
par un profil de type de Vaucouleurs, et d'un disque dont le profil est une loi exponentielle. Le
rapport entre bulbe et disque peut varier selon la galaxie. La génération des galaxies par shapelets
permet de couvrir un ensemble de types morphologiques tres vaste. Les coefficients de chaque type
ont été déterminés & partir des galaxies observées dans le champ HDF [ Massey et al. 2004].

Un signal de cisaillement, constant sur tout le champ, est ensuite injecté dans les catalogues de
galaxies simulées, finalement chaque objet est convolué par une PSF caractéristique reproduisant
celle de relevés au sol.

Les simulations construites avec Skymaker qui m’intéressent pour la suite, sont composées
de plusieurs jeux d’images. Chacun est constitué de 64 images de 4096 x 4096 pixels de 0.206
arcsec avec une densité de galaxies d’environ 15 arcmin~! (c’est donc typiquement une image
correspondant aux données du CFHTLS-Wide). A chaque set est appliqué un signal de cisaillement
~v = (0.0,0.005,0.01,0.05,0.1); la composante v, du signal est toujours nulle. Les six modeles de
PSF terrestres avec lesquels on a convolué chaque set sont illustrés dans la figure 8.1.

8.1.2 Différentes implémentations de la méthode KSB

Dans cette section, je présente les résultats obtenus en utilisant trois méthodes différentes
d’analyse, toutes basées sur la correction KSB.

d’utiliser différents logiciels pour construire les jeux de simulations permet de minimiser les risques que les résultats
dépendent des simulations.
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PSF 0 PSF 1
PSF 3 PSF 4 PSF 5

F1G. 8.1 — Parties internes (panneau de gauche) et externe (panneau de droite) des modéles de
PSF utilisées pour convoluer les catalogues de galazies de Skymaker. Pour le panneau de gauche
les contours correspondent a 3, 25 et 90 pour-cents de la luminosité totale. Pour le panneau de
droite ils correspondent a 0.003 0.03 et 25 pour-cents de la luminosité totale. D’aprés Heymans et
al. 2006.

Méthode 1
La premiere méthode est celle utilisée pour I’analyse du CFHTLS- Deep, que j’ai décrite dans le
chapitre 5.

Méthode I1
La deuxieme méthode est inspirée par celle de Douglas Clowe telle qu’elle est présentée dans
Heymans et al. 2006a, ou elle porte la référence C1. Cette méthode a la particularité de mesurer
les moments de l'intensité de lumiere de chaque galaxie en utilisant une taille ry;; pour le filtre
gaussien égal a la taille 7’92 caractéristique des étoiles. Cette taille est déterminée par la valeur
moyenne r; de la taille ry des étoiles sélectionnées dans le diagramme (mag,rg) aprés une réjection
par sigma-clipping. 3. Les autres méthodes présentées dans le papier STEP1 utilisent un filtre, dont
la taille est proportionnelle & celle de la galaxie, et un filtre dont la taille est proportionnelle a celle
des étoiles, pour évaluer les vecteurs g et e* et les tenseurs P5* et P*"* calculés sur les étoiles.
Alternativement, d’autres méthodes calculent ces derniéres quantités sur les étoiles en utilisant un
filtre dont la taille est adaptée a celle de la galaxies en question.

Méthode II1
La méthode KSB implémentée par Henk Hoekstra est sans doute une des plus performantes. Le
changement le plus important par rapport a la méthode I et II consiste a remplacer le lissage
du scalaire Tr(P?) dans I’espace des parametres (rg,mag) par une interpolation avec un ajuste-

2. Le logiciel IMCAT fournit deux parametres qui peuvent étre utilisés pour identifier la taille des objets. Le
parametre ry représente la taille optimale du filtre gaussien défini dans la section 4.5. Le parameétre rj, représente la
taille correspondant & la moitié du flux total de 'objet (équivalent au paramétre FLUX_RADIUS fourni par SExtractor).

3. Le sigma-clipping a ici pour objectif d’éliminer de fausses détections parmi les étoiles sélectionnées dans le
plan taille-luminosité. A la suite de l'opération de sélection dans le diagramme taille-luminosité, on effectue un
ajustement polynomial des quantités vectorielles ¢ et e* et tensorielles P*5™ et P*s" définies dans la section 4.5.
Ces quantités sont utilisées ensuite pour corriger la PSF & la position des galaxies. Tous les objets pour lesquels
au moins une des valeurs parmi ces quatre quantités s’écarte de plus de 30 de sa valeur moyenne sont rejetés de
I’échantillon.
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ment polynomial dans ce méme espace?. Le poids attribué & chaque galaxie est recalculé selon la
pondération proposée par Hoekstra et al. 2000. Les criteres de détection et de sélection restent les
mémes par ailleurs.

Les caractéristiques principales concernant chaque méthode sont résumées dans la table 8.1 et
la comparaison est illustrée par la figure 8.2 pour la PSFO et 43 = 0.1. L’amélioration apportée
par la méthode IIT par rapport a la méthode I est évidente. Le biais qui affecte la méthode I est
d’environ 20%, en accord avec celui trouvé dans l'analyse des simulations STEP2 [Massey et al.
2006] et celui trouvé dans analyse de CFHTLS-Deep (voir section suivante).

Cependant, 'origine du biais dans la méthode I est difficile a établir compte tenu de la mul-
titude d’opérations de correction. Le choix de fixer la taille du filtre gaussien égale a celle de la
PSF (méthode II) semble réduire partiellement le biais engendré par la procédure de correction
implémentée dans la méthode 1. La figure 8.2 montre que le biais obtenu est similaire a celui pro-
duit par la méthode C1 de Douglas Clowe [Heymans et al. 2006a]. Le plot 8.3 montre que le biais
dans la méthode II reste constant tant que 7y;; 2 0.8r7. La méthode III est donc celle qui montre
le biais le plus petit. La différence entre les trois méthodes est en accord avec la dispersion en
termes de biais trouvée dans STEP1 pour les différentes implémentations de KSB. Cette disper-
sion et la dépendance du biais avec des parametres tels que la magnitude et la taille des galaxies,
démontrent que la méthode KSB est instable par rapport aux criteres de sélection. Il n’est donc pas
surprenant que ces méthodes trés similaires aient parfois besoin d’une correction par une constante
multiplicative permettant de rectifier leurs écarts d’amplitude [Heymans et al. 2006a].

D’apres la série des panneaux de la figure 8.4, la méthode III donne des résultats qui limitent
le biais autour de 5-6 pour-cents pour tous les types de PSF. La dépendance du biais de la taille
rg est reportée dans 8.5 pour le jeu d’images PSF5 et 71 = 0.1.

4. Dans Heymans et al. 2006a, Henk Hoekstra propose un ajustement polynomial dans I’espace g4, Ludovic van
Waerbeke propose de son coté un ajustement dans l’espace rp,mag. Dans la méthode III utilisé dans ce chapitre,
I’ajustement est fait en fonction du parametre 7y, ce qui donne le meilleur résultat.
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68

TaB. 8.1 — Tableau récapitulatif des princi

ales caractéristiques des méthodes I II et I11.

Méthode

I

II

I11

Méthode de détection :

hfindpeaks
(getshapes m = 0.8 x 7y)

hfindpeaks
(getshapes m = 0.8  r})

hfindpeaks
(getshapes m = 0.8 x 74)

correction PSF:

6*, (P*’sm>_1p*’3h,q — (P*,sm)—le*

6*7 (P*’sm>_1p*’3h,q — (P*,sm)—le*

6*7 (P*7sm>_1P*’Sh7q — (P*,sm)—le*

(pol. 2¢¢ ordre) P*™ tenseur P*™ tenseur P*™ tenseur
correction PY +Tr(PY) lissé 20 objets (rg,mag) +Tr(PY) lissé 20 objets (rg,mag) 4¢m¢ ordre fit 17r(PY) (rh)
Poids Erben et al. 2000 avec 20 objets ¢ Erben et al. 2000 avec 20 objets Hoekstra et al. 2000°

Criteres de sélection:
-limite de détection
-ellipticité observée
-P9:

-taille:

-distance entre objets:

v>12

g
P ootn > 0.01
Tg > r;,mam ¢

d > 10 pixels

v>12

Psgmooth > 0.01
Tg > T;,maaz
d > 10 pixels

v>12
leobs| < 0.5

*
Tg > Tg,maa:

d > 10 pixels

%Le bruit qui affecte la mesure de Dellipticité d’une galaxie est fonction de ses caractéristiques (i.e. taille, luminosité, rapport signal sur bruit). A partir
de cette idée, Erben et al. 2000 suggere d’associer a chaque galaxie une incertitude o sur le cisaillement égale & la dispersion d’ellipticité corrigée dans
une boite glissante contenant le nombre n de plus proches voisins a la galaxie, dans ’espace des parametres considéré. L’espace des parametres peut étre
choisi de facon différente. Dans ce cas précis, j’ai choisi I’espace (rq,mag). Le poids associé & chaque galaxie est 1/(0,2Y +02) ot le terme o est la dispersion

de la distribution en ellipticité intrinseque des galaxies

b Hoekstra et al. 2000 propose de calculer 'imprécision Ay pour chaque composante de 'ellipticité mesurée telle qu’elle est dérivée directement de la
définition de Vellipticité [Hoekstra et al. 2000]. L’erreur sur la quantité v = xgni/P? (voir la définition dans la section 4), olt xqn; est Dellipticité corrigée
de la partie anisotrope de la PSF. Elle est donnée par A, /P9. A cette erreur de mesure s’ajoute celle due & Dellipticité intrinséque des sources. Le poids
optimal est donné par 1/(02,,, + 02) = P92/(02 P72+ < Ay >2).

C gk
Tg,mazx

représente la taille maximale des étoiles sélectionnées
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Fi1G. 8.2 — Biais des composantes v, et o en fonction de la vraie valeur de 1. La méthode T

représentée par les triangles bleus a un biais d’environ 20%. La méthode II représentée par les
carrés magenta montre un biais d’environ 15%. La méthode III (losanges noirs) a un biais autour

de 3%.
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Fi1Gc. 8.3 — Les courbes montrent les biais obtenus avec la méthode II pour la PSFO en utilisant
ot m vaut respectivement 0.6,0.8,0.9,1.0,1.2. Excepté
le cas m = 0.6, ou le filtre résultant est trop petit par rapport a la taille des objets, les autres choix
comportent un biais équivalent. Le biais minimal est obtenu pour une taille 7y, > 0.87"2.

des filtres gaussiens de taille 7y, = m * 1

*
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Fi1G. 8.5 — Dépendance du biais de la taille de l'objet ry,. Comme dans la plupart des méthodes
KSB, le cisaillement a tendance a étre sous-estimé pour des objets de taille beaucoup plus grande
que celle des étoiles. La mesure du cisaillement pour le premier point est aussi sous-estimée. Cela
montre que l'inclusion d’objets dont la taille est comparable a celle des étoiles peut aussi biaiser le
signal. Ces objets sont exclus dans les courbes de la figure 8.4.
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8.2 Biais de calibration dans le CFHTLS-Deep

La méthode I est celle que j’ai utilisée pour analyser les données CFHTLS-Deep. Comme on
vient de le constater, elle comporte un biais qui est de ’ordre de 20%. Ce résultat est effectivement
confirmé par la figure 8.6 qui compare ’ellipticité mesurée par Henk Hoekstra et moi sur le méme
échantillon de galaxies. A priori un biais de ce genre devrait donner un biais pouvant atteindre
40% dans I'estimation de la fonction de corrélation & deux points du cisaillement ®, pourtant les
résultats concernant la fonction de corrélation £(0) (voir figure 8.7) révelent un désaccord bien plus
faible. La variance top-hat (voir figure 8.8) semble étre sous-estimée & grande échelle, mais Ueffet
est tout de méme plus faible que ce que on attendrait d’apres le biais représenté sur la figure 8.6.

D1 comparison of shear estimates

0.1

0.05

[ T T B R B B

0

I Lowawe Cey — e )]/ T [wyw]
—0.05

0.1

-0.2 0 0.2 0.4

Fic. 8.6 — Comparaison entre les composantes de ’ellipticité mesurées par Henk Hoekstra ey
et moi eg dans le champ D1. Le plot montre la différence Y [wywg(eg — en)]/ > lwpwg] pour
chaque composante de I’ellipticité mesurée, en fonction de ’ellipticité mesurée par Henk Hoekstra.
Les points noirs sont relatifs a la composante ey, ceuxr en magenta a la composante eo. Les poids
respectifs wy et wg sont pris en compte. Figure fournie par Catherine Heymans.

Le faible désaccord entre les statistiques a deux points visibles dans les figures 8.7 et 8.8 valide
les contraintes cosmologiques provenant de I’analyse du jeu de données T0001 du CFHTLS-Deep.
En effet, la variance cosmique qui affecte les parametres cosmologiques est encore trop élevée pour
que effet du biais montré a grande échelle sur la figure 8.8 soit significatif. Malgré cela, plusieurs
points devraient étre éclaircis. L’analyse des simulations STEP2 a révélé un biais significatif dans
ma chaine d’analyse, biais confirmé par 'analyse des simulations STEP1 et pour la comparaison
des catalogues de cisaillement fournis par Henk Hoekstra par le CFHTLS-Deep. Mais heureuse-
ment, Panalyse des simulations STEP1 a permis une amélioration de ma procédure et le biais

5. Une approche du genre Ymes = Yorai + ®Yorai donne une fonction de corrélation & deux points mesurée au
premier ordre (a = 20% << 1) par &mes = Evrai + 2a€yrqai- Clest & dire sous-estimée d’une quantité égale au double
du biais mesuré sur Dellipticité.
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Fia. 8.7 — Fonction de corrélation du cisaillement pour les champs D1, D3 et D4 mesurée re-
spectivement par moi (panneau de gauche) et par Henk Hoekstra (panneau de droite). Les modes
E sont représentés en noir, les modes B en rouge. Pour plus de clarté les barres d’erreur sur les
modes B n’ont pas été ajoutées. Figures fournies par Ludovic van Waerbeke et Henk Hoekstra
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Fi1G. 8.8 — Méme chose que 8.7 pour la variance top-hat. Figures fournies par Ludovic van Waer-
beke et Henk Hoekstra.

est maintenant réduit a quelques pour-cents. Des validations ultérieures, fondées sur ’analyse des
images fournies par STEP2 devraient confirmer la tendance et éventuellement suggérer d’autres
améliorations. Le désaccord entre les statistiques & deux points demande aussi d’étre ultérieurement
étudié, car il suggere que le bais soit non pas une constante multiplicative, mais plutét un champ,
ce qui peut expliquer la variation de ce biais en fonction de I’échelle angulaire. Par ailleurs, ’anal-
yse comparative des données de la premiere release CFHTLS Wide avait montré que les résultats
sur les statistiques & deux points obtenus avec la chaine d’analyse utilisée & Paris étaient en trés
bon accord avec ceux obtenus par Henk Hoekstra [Hoekstra et al. 2006]. Cela laisse penser que le
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biais soit une fonction non banale des parameétres des galaxies tels que la taille, le rapport signal
sur bruit ou encore la luminosité. Des ultérieures vérifications sont en cours.
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Chapitre 9

Conclusions et perspectives

Le travail décrit dans cette these montre comment exploiter les mesures de cisaillement grav-
itationnel effectuées a partir de grands relevés de galaxies pour contraindre les parametres cos-
mologiques. On y discute spécifiquement ’analyse des statistiques & deux points qui, pour le mo-
ment, sont les seules qui disposent d’un rapport signal-sur-bruit suffisant pour permettre une
interprétation cosmologique des données (voir tableau 9.1). Les aspects concernant la mesure et la
nature du signal, les sources de bruit et les biais systématiques sont abordés.

TAB. 9.1 — Contraintes récentes sur la valeur de og pour 2, = 0.3, obtenues par différents relevés.
Entre parentheéses j’indique les auteurs respectifs des travaux.

Nom du relevé valeur og
GEMS (Heymans et al. 2005) 0.68 £0.12
RCS (Hoekstra et al. 2002b) 0.867013
VIRMOS-Descart (van Waerbeke et al. 2005) | 0.83 + 0.07
CFHTLS-Deep (Semboloni et al. 2006a) 0.94+0.15
CFHTLS-Wide (Hoekstra et al. 2006) 0.85 £ 0.06

Sur le plan de I'interprétation cosmologique des données, je me suis concentrée sur 'exploitation
scientifique du relevé CFHTLS Deep et Wide. L’ensemble des résultats concernant 2, — og et le
parametre w de 1’équation d’état de 1’énergie sombre, dans le contexte d’un univers plat dont
I'indice du spectre initial des fluctuations de la matiere noire, fournissent des contraintes nouvelles.
Pour w elles sont méme parmi les toutes premieres contraintes sur les propriétés de ’énergie sombre
par le cisaillement gravitationnel cosmologique. Ces résultats concordent avec ceux provenant des
autres approches, notamment ceux de WMAP.

La publication des nouveaux résultats de WMAP-3 a montré qu’il existait un décalage de 1.50
entre les prédictions du CFHTLS Deep + Wide (et aussi avec les données de Virmos-Descart et le
RCS) et WMAP3+LSS. Cet écart est plutdt une difference qu’il est difficile de déclarer significative
a ce stade. Cependant, nous avons etudié quelles pourraient étre les sources de désaccord, en
supposant que le probleme provienne du cisaillement cosmologique. Au cours de ce travail, j’ai
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largement souligné que c’est seulement en perfectionnant les méthodes d’extraction du signal et
en controlant les possibles sources de biais qu’il sera possible d’exploiter au mieux le potentiel des
données des relevés de nouvelle génération.

Il est certain que parmi les points critiques figure la mesure du cisaillement lui-méme et les
problemes de correction de la PSF. Mais les effets tels que la corrélation entre les ellipticités in-
trinseques des galaxies et dans la corrélation croisée des ellipticités des galaxies d’arriere plan
avec celles des lentilles d’avant plan doivent aussi étre pris en compte dans l'erreur et dans la
matrice de covariance pour I'analyse cosmologique des statistiques d’ordre deux. L’étude des effets
non gaussiens sur 'estimation de la variance cosmique, montre indiscutablement que les con-
traintes provenant des relevés couvrant des petites surfaces du ciel, tels que GEMS et COSMOS,
peuvent étre altérées. Ne pas prendre en compte ces effets non-gaussiens conduit aussi a une
sous-estimation des erreurs. Enfin, van Waerbeke et al. 2006 ont récemment montré que les effets
de sous-échantillonnage de la distribution en redshift des galaxies peuvent conduire a une sous-
estimation de la variance sur la distribution des sources et a une imprécision significative sur leur
redshift moyen. L’indécision sur la détermination de la distribution en redshift des sources limite
la précision avec laquelle on peut contraindre les parametres cosmologiques. La distribution des
sources est donc aussi affectée par la variance cosmique et son impact dépend de la dimension
angulaire et de la profondeur du relevé ainsi que de la fagon dont est échantillonné le redshift des
sources jusqu’a la limite de complétude des données. Dans le cas de relevés comme les CFHTLS,
Virmos-Descart ou RCS, la calibration sur des relevés spectroscopiques (ou multibande) de petite
taille engendre donc une source d’erreur supplémentaire. L’erreur attendue est de I'ordre de 20%
pour un relevé comme le CFHTLS qui utilise le HDF North+South comme calibrateur de sa dis-
tribution en redshift. Cette imprécision a pu étre réduite & un 2% environ en utilisant les redshifts
photométriques mesurés sur le relevé CHFTLS-Deep et calibrés sur les redshifts spectroscopiques
du VVDS (Ilbert et al. 2006). Dans le but d’obtenir des contraintes plus fiables il est donc logique
de reprendre les données provenant des relevés de premiere génération (Virmos-Descart, RCS par
exemple) et de les ré-analyser conjointement avec le CFHTLS.

Une ré-analyse conjointe de plusieurs relevés (Benjamin et al. en prep.), avec les corrections
dues a la non gaussianité de la matrice variance-covariance et 1'utilisation des nouveaux red-
shifts CFHTLS-Deep, montre que les désaccord entre les résultats fournis par WMAP et les
contraintes provenant du cisaillement cosmologique s’estompent. Pour le moment, nous n’avons
que des résultats partiels et préliminaires car nous travaillons en ce moment méme sur cette
analyse. Ils montrent cependant clairement que I’analyse conjointe des relevés VIRMOS-Descart,
CFHTLS-Wide et CFHTLS-Deep donne des contraintes dans le plan [og,{2,,] compatibles avec
celles de WMAP-3 (figure 9.3). Les contraintes sur og pour chaque relevé sont montrés dans la
table 9.2. Les valeurs mesurées pour les relevés Virmos-Descart, CFHTLS-Wide et CFHTLS-Deep
sont légerement différentes a cause de la différente distribution en redshift des sources utilisée
pour la calibration. Cela est particulierement visible dans le cas du relevé CFHTLS-Wide, dont le
redshift moyen estimé en utilisant les champs HDF North et South est Z = 0.76, tandis que celui
obtenu en utilisant les champs CFHTLS Deep est z = 1.00. La figure 9.2 montre cette différence.

La variance relative a chaque relevé est finalement plus petite que celle trouvée auparavant.
Cela est da au fait que ces résultats sont obtenus avec une valeur fixée de la pente du spectre
' =0.21.
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F1G. 9.1 - Comparaison entre les contraintes dans le plan [Q,,,08] obtenues par analyse des données
WMAP (différents niveauz de bleu) et celles données par Uanalyse du cisaillement gravitationnel
dans le relevé CFHTLS Deep+ Wide (différents niveau d’orange). Les intervalles de confiance pour
les données conjointes CFHTLS+WMAP sont aussi montrés (différents niveaux de wvert). Les
contours délimitent les régions a 68% et 95% et de confiance. D’aprés Spergel et al. 2006.

TaB. 9.2 — Contraintes sur la valeur de og pour €, = 0.3, obtenues sur les relevés de galazies
utilisés dans le figure 9.3. La valeur of précédemment obtenue est comparée avec of obtenue
avec la nowvelle analyse qui utilise les redshifts photométriques publiés par Ilbert et al. 2006 pour
calibrer de la distribution des sources. La valeur oY est celle déterminée en ajoutant la correction

non-gaussienne de la covariance a petite échelle.

Nom du relevé ok ol oye

VIRMOS-Descart (van Waerbeke et al. 2005) | 0.83 £0.07 | 0.89 £ 0.05 | 0.86 & 0.06
CFHTLS-Deep (Semboloni et al. 2006a) ¢ 0.944+0.15 | 0.96 £ 0.07 | 1.04 £0.09
CFHTLS-Wide (Hoekstra et al. 2006) 0.85+0.06 | 0.75+£0.04 | 0.73 £0.07

%Les données photométriques du catalogue publié par Ilbert et al. 2006 s’arrétent & une magnitude égale a 25

dans la bande i’. Par conséquent les valeurs o et O’év G sont calculées dans un intervalle de magnitude légérement

différent de celui utilisé par Semboloni et al. 2006a

D’autres relevés devraient étre ajoutés a cette analyse conjointe, comme le RCS [Hoekstra et al.
2002b] et GaBoDS [Hettersheidt et al. 2006], et la variance cosmique sur la distribution en redshift,
qui devrait étre de l'ordre de 2% pour un relevé de la taille du CFHTLS-Deep [van Waerbeke et
al 2006 ], devra étre incluse dans la matrice de covariance.

Pour conclure, aujourd’hui on a une vision beaucoup plus claire des obstacles qui devraient
étre surmontés pour établir des contraintes de haute précision avec le cisaillement cosmologique.
Au cours des derniéres années on a commencé a étudier tous ces biais sous plusieurs aspects,
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F1G. 9.2 — Comparaison entre la distribution en redshift du CEFHTLS-Wide obtenue en utilisant les
redshift photométriques du CFHTLS-Deep publiés par Ilbert et al. 2006 (courbe continue en bleu) et
celle précédemment utilisée par Hoekstra et al. 2005 (courbe pointillée en magenta). L’ histogramme
montre la distribution en redshift mesurée dans le CFHTLS-Deep pour des objets avec 21.5 < i’ <
24.5. Les barres d’erreur comprennent Uerreur statistique et l’erreur du 2% due o la variance
cosmique estimée selon van Waerbeke et al. 2006.

le but étant de comprendre leurs origines, de les corriger ou les réduire en partie et d’en tenir
compte rigoureusement dans le calcul de I'erreur et de la matrice de covariance. Dans le futur il est
prioritaire de continuer & intégrer ces méthodes de correction des biais qui ont déja été suggérés
dans 'analyse du cisaillement gravitationnel.

Pendant que les techniques de mesure du cisaillement s’affinent, des échantillons de plus en plus
riches s’accumulent et des nouvelles voies d’exploration et d’analyse s’ouvrent, avec I'implication de
nouvelles problématiques. La tomographie, dont j’ai montré en cette these la faisabilité, représente
sans doute un outil parfaitement adapté pour reconstruire I’histoire du spectre de puissance des
fluctuations. Mais elle ne pourra étre exploitée dans toutes ses possibilités que si I'indétermination
sur les propriétés de la distribution en redshift est réduite & moins de 10%. C’est faisable tech-
niquement, mais c’est un objectif qui n’est pas encore atteint pour des galaxies faibles auxquelles
on s’intéresse majoritairement dans I’analyse du cisaillement cosmologique dans les relevés les plus
profonds.

Les relevés des nouvelle génération ouvrent aussi la possibilité de mesurer les statistiques d’ordre
supérieur, telles que la dissymétrie (skewness) ou les fonctions de corrélation a trois points. Il a
été démontré [Bernardeau et al. 2003] que la mesure de la skewness ne dépend que de la valeur de
Q. et pas de og. Sa mesure permettrait donc de briser la dégénérescence typique des mesures des
statistiques & deux points. Une tentative sur les données de Virmos-Descart [Pen et al 2003], et
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F1G. 9.3 — Comparaison entre les contraintes dans le plan [,,,08] obtenues par lanalyse des

données WMAP (différents niveauz de bleu) et celles données par l'analyse du cisaillement grav-
itationnel des relevés CFHTLS Deep, CFHTLS Wide et Virmos-Descart (différents niveaux de
gris). Les contours délimitent les régions avec 68%, 95% et 99% de confiance. Figure fournie par
Jonathan Benjamin.

une mesure de < Mgp > [Jarvis et al. 2004] sur les données du relevé CTIO a montré que ce type
de mesure est aujourd’hui faisable. Cependant, c’est encore aujourd’hui une mesure techniquement
difficile et incertaine. D’une part, il est nécessaire de construire un estimateur des statistiques a
trois points par un algorithme rapide et qui soit capable de gérer des données bruitées, en présence
des masques. D’autre part, il est nécessaire d’étudier a ’aide des simulations le bruit statistique et
celui du a la variance cosmique qui affectent cette mesure. Bien que prometteur, ¢’est un champ
d’analyse qui est encore dans une phase de défrichement et nous sommes donc encore loin de
pouvoir exploiter cosmologiquement ce signal.

101



102



Annexe A

Propagation des rayons

L’équation de propagation des rayons dans un espace-temps avec une géométrie non Euclidienne
3.1 a été formulée par Sachs en 1961. Dans cette annexe je résume les grandes lignes de ce calcul en
adoptant la notation utilisée par Schneider et al. 1992 et Seitz et al. 1994. Le calcul est fait dans le
cadre de la théorie de la relativité générale. On adopte une signature métrique (+, —, —,—) et une
notation tensorielle en accord avec Weinberg 1972. Le développement du formalisme mathématique
nécessaire qui est utilisé ici peut étre trouvé dans Weinberg 1972, Misner, Thorne et Wheeler 1970
et Landau & Lifshitz 1980.

A.1 Définition des rayons de lumiere

Les équations des Maxwell pour un champ électromagnétique qui se propage dans le vide sont
données par:

- 10H

E = —-— Al
VX c Ot (A1)
- 10E

H = -=—
VX c Ot
et
VE = (A.2)
VH =

On définit un potentiel quadri-dimensionnel A* = (4,A) tel que:

10A <
E = —-Z--V A3
5 ¢ (A3)

H = VxA
On peut aussi définir un tenseur Fj; tel que:

0A, 0Ag
Fog=—7 — ——. A4
B 9uB T Oz (A4)
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Le premier couple d’équations de Maxwell A.1 donne:

OFos  OFyy  0Fy

=0 A5
Ox Ox® OxP (A-5)
et le second couple A.2:
oFes
=0 A6
or® (A-6)
La solution des équations A.1 et A.2 est alors:
A = Re(Af exp(iS)) (A7)
Af représente ’amplitude complexe tandis que S = —k®z, représente la phase réelle. Le 4-vecteur

k% est nul, i.e. K%k, = 0.
Dans un espace-temps quelconque les équations de Maxwell A.1 et A.2 doivent étre écrites dans
leur forme covariante:

Flagy =0 et F2P=0 (A8)

ou ; exprime la dérivée covariante!. Dans le cas d’un espace-temps générique les équations de
Maxwell n’ont pas une solution d’ondes planes A.7. Malgré cela, dans la plupart des cas, et notam-
ment dans le cas du cisaillement cosmologique, on peut utiliser 'approximation d’ondes courtes
(WBS) qui permet de justifier I’hypotheése d’ondes localement planes, dans le cas ou la longueur
d’onde A = k—lo = w%) est petite par rapport au rayon de courbure L de I’espace-temps. La solution
des équations de Maxwell A.8 peut étre ré-écrite comme un développement en A\/L:

A% = Re[(a* + b + €2¢”...) exp(iS/e)] (A.9)

De cette fagon on peut avoir une onde d’amplitude presque constante et de phase variable. Le
facteur € o< A/L tient compte de l'ordre d’approximation. Il peut étre, apres développement,
compté directement dans 'amplitude et la phase.

On appelle rayons de lumicre les lignes caractérisées par le vecteur ko = S

dx® o
N k (A.10)
oll A est un parametre affine qui paramétrise la courbe. Chaque parametre A = a\ + b avec a,b
constants le long de la courbe peut étre utilisé pour définir les rayons de lumiere. En utilisant
l’auto orthogonalité de k“ on obtient k‘f‘ﬁkﬁ = 0 et enfin I’équation des géodésiques des rayons de
lumiere:

d>z® dz? dx

~ e = A1l
oz e 70 (A.11)

1. On rappelle la définition de la dérivée covariante pour un 4-vecteur f¢: f?‘ﬁ = %;

le symbole de Christoffel.

+ F‘Zg,yf"y ou I' représente
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A.2 Déformation d’un faisceau optique

On s’intéresse maintenant a la propagation d’un ensemble de géodésiques de lumiere, car-
actérisé par une fonction de phase définie. On caractérise les géodésiques de cet ensemble par
% = f*(\y') ol \ est le parametre affine et y® est une série de parametres qui identifie les pro-
priétés de chaque rayon. Selon la définition des géodésiques de type lumiere, le vecteur d’onde k¢
associé aux géodésiques est:

ox*  Of¢
e == -7 A.12
o\ o\ ( )
On considere maintenant un rayon de référence . Les vecteurs
0 fo‘
ox® A.13
o= Sb (A13)

connectent le rayon de référence v aux rayons infiniment proches identifiés par un changement de
parametres y° + 6y°. Pour un changement de parametre affine A — X = \ + h(y):

v o= g'y") (A.14)
e = U+ hy)g' W) = Ny
et grace a ’équation A.12 on trouve:
@ 7 ) @ h @
sare = 209" 5 i 9T O 5 OF% 5 kash = su0 + Kook (A.15)

ayt 0y Y T TN Byl v = oyl

On veut connaitre comment les vecteurs de connexion dz® changent le long du rayon v (i.e. en
fonction de ). Par définition cette variation est donnée par la dérivée covariante des vecteurs iz
par rapport au vecteur k% tangent a la courbe

Dz~ . o
= oz = 5x;5kﬁ (A.16)
On peut démontrer que:
Sk’ = khoa” (A.17)

i.e. la dérivée de Lie du vecteur dxz® est nulle le long de . En utilisant 1’équation A.13 on peut
ré-écrire A.17:

D6z 92 f  ofP
a B a VB — i Y18
Sz%k" = (axﬁ +1%, 6z )k i ye WAL (A.18)
B 0% f> aff o jvs.p_ Ok 5.8 _
= Sxome oy %Y T Ik = (833 0k >5x k02"

Mis a part des termes contenant les symboles de Christoffel qui sont identiques dans ’expression
de droite et dans celle de gauche, il reste a démontrer

) B a B a
591[?@; aiﬁ (%fx )] = [aafA &TB(O;J; )] (A-19)

pour prouver I'égalité A.17.
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Pour cela, on peut utiliser les équivalences:

o o _ o 00 _ 9
N 028 — oA O By 04P _ oy

(A.20)

qui démontrent 1’égalité A.19 et donc ’égalité A.17.

Les dérivées par rapport & \ et y° sont les dérivées directionnelles le long des courbes coor-
données et elles sont donc définies comme le produit entre le vecteur tangent a la courbe et le
gradient de la fonction. Enfin, I’équation de transport pour dz® le long de v est:

Sz = k562" (A.21)

On peut identifier parmi les rayons proches ceux qui ont la méme phase S lequels doivent satisfaire
S ;62" = 0. A partir de la relation A.15 on trouve que pour ces rayons

kadz® =0 (A.22)

quelle que soit la paramétrisation. De plus, pour la famille de géodésiques -, 1 et 2 avec S =const,
on trouve, grace aux équations A.15 et A.22, que le produit §z{'dxa, est invariant par changement
de paramétrisation. La collection des rayons de lumieére caractérisée par une phase S constante est
appelée faisceau .

Fic. A.1 — Représentation graphique de la signification des vecteurs de connexion dz®. Un change-
ment de paramétrisation comporte le changement du vecteur de connexion.

On peut donner une interprétation physique a I’équation A.21 ou bien & A.22. Pour cela, on se

place dans le systéme de référence d’un observateur qui croise le faisceau a un événement P“. Soient

7 le temps propre de 'observateur et a‘;fa = u® sa vitesse. En accord avec I’équation A.15 on peut

toujours paramétriser les géodésiques des rayons de facon a avoir u*dz, = 0 en P®. Ainsi, dans
le référentiel de I'observateur, dx, est un vecteur tridimensionnel dont la composante temporelle

est nulle et donc il connecte tous les rayons qui croisent I’observateur a un instant donné. Pour les
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rayons du faisceau (i.e. S = const) ’équation A.22 devient alors éx k = 0. Les rayons d’un faisceau
croisent I’observateur a un méme instant et leur séparation représente une surface bidimensionnelle
perpendiculaire au vecteur d’onde k.

Les produits dx30x5 caractérisent donc la forme et la taille du faisceau vu par 1’observateur.
On peut trouver leur modification pendant la propagation du faisceau grace a A.21. On décrit cette
surface bidimensionnelle par deux quadri-vecteurs (E¢,FE$) qui définissent une base orthonormale
dans l’espace perpendiculaire a k® relatif au rayon de référence . On demande aussi que les
vecteurs (Ef,ES) soient parallelement transportés le long de v (i.e. E‘i";ﬁkﬂ = 0). On peut donc
décomposer le vecteur §z® :

o™ = —flE? — ngél + gok‘a (A23)

ou les composantes &1, & représentent la composante transverse. Les relations trouvées plus haut,
ne dépendant pas de sa vitesse u® de ’observateur, on choisit donc par simplicité un observateur
dont la vitesse u® est parallele au vecteur . Pour chaque événement P le long de 7 on peut calculer
&1 et & sur le plan bidimensionnel parameétrisé par (EY,ES). En particulier ’équation de transport
A.21 dans ce référentiel devient:

& = K EEIE; = Sij¢; (A.24)
Dans le dernier paragraphe on a ainsi défini la matrice de déformation optique qui représente la

variation de la séparation entre les rayons le long du parametre A projeté sur le plan

Sij = k3ESE] (A.25)

A.3 DMatrice de déformation optique

L’expression de la matrice S peut étre explicitée grace a la définition des scalaires optiques
[Sachs 1961]. Ces sont des quantités qui définissent les propriétés physiques observables du faisceau
et dont on peut étudier le transport pendant la propagation du rayon.

On définit le vecteur unitaire complexe €* = E{+iES appartenant au sous-espace bi-dimensionnel
décrit par Iécran (E¢,ES). A chaque événement le long de v le tenseur

1
P§ =05 + k%%p — k%ug — u kg = 5(60‘6* + *Yeg) (A.26)

représente le projecteur dans le plan (E¢,E$). En utilisant la définition du projecteur Pg, le
transport de k£ peut étre ré-écrit comme:

kayg = 0ap + 0Pu g + Pakg) (A.27)

avec: ) )
0= ik’%‘ o= ika;ge*ae*ﬁ 0ap = Re(oeq€s) (A.28)

ou 6 et o sont les scalaires optiques introduits par Sachs en 1961. La matrice S;; (eq.A.25) devient:

[ 0—TRe(o) Im(o)
5= ( Im(o) 0 + Re(o) ) (A.29)
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Si on différentie ’équation A.24 on obtient ’équation 3.1 du chapitre 3:

d*¢
e TEN) (A.30)
avec:
dS R — ReF ImF
T2 2 _ A.31
T (Im]—' R+Re]—') (A-31)
Les expressions de F et R dépendent de la métrique. En effet on peut démontrer que:
_do 9 s 1 3
R = Y +60°+o|* = 2Ra5kak (A.32)
do 1
- = __ ax 1.0 _v*1.0
F N + 200 2004-}756 kP ek (A.33)

ou R,p et Cyp4s5 représentent le tenseur de Ricci et le tenseur de Weyl. L’introduction des scalaires
optiques facilite l'interprétation physique de l’équation de déformation du rayon le long de sa
trajectoire. En effet, la variation de la distance | = dz“dxg entre deux rayons proches est:

dl

—— =1(0 + oape®e?) (A.34)
dX

ot le scalaire ¢ représente alors une expansion isotrope du faisceau, tandis que o,z représente une

distorsion.

A.4 Déflexion des rayons dans la métrique FRW

On explicite maintenant la relation A.30 dans le cas d’un espace-temps avec une métrique FRW.
On peut ré-écrire la métrique FRW 2.6 sous la forme:

ds? = di® + a(t)? dr? +r2(d6? + sin2(9)d¢>2)} (A.35)

1
Vi e
Tout d’abord, on remarque qu’a cause de isotropie F est nul. On n’a donc qu’a calculer le scalaire
R. Pour cela on considere un observateur de vitesse u$ a ’événement O ou le faisceau croise
I’observateur. A\ augmente en remontant le temps et a I’événement O on a E"uab = 1. k% est le
vecteur d’onde observé normalisé par la fréquence angulaire observée w/c (i.e. k* = —(w/c)k®).
Soit wy la fréquence de la lumieére & son émission, alors w = (14 2z)wp & cause du décalage introduit
par I'expansion de I’Univers. Donc finalement KO = —(1+2). Le quadri-vecteur k< doit étre de type
lumiére et donc %k, = 0. Cette condition avec k°(A) = —(1 + z) et orthogonalité par rapport i
Iécran EY ES donne:

ko = (14 2)(—1,1/v/=g11,0,0) (A.36)

olt g11 représente le coefficient de la métrique associé a la variable r et donc g11 = —a(t)?v1 — Kr2.
Les composantes du tenseur de Ricci dans la métrique FRW dans la forme A.35 sont données par:

Ry = 32 composante temporelle (A.37)
a
1 . .9 ]{ 2
Ri=——|=+2% 422 | aveci=123 (A.38)
2la a c
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Le scalaire R(z) est:

a ke }

1 1
R(e) = ~38nGoll+2)* = 55876 =~ |50 + 55

(A.39)
ol on a utilisé la seconde équation de Friedmann pour obtenir la derniére égalité (deuxiéme équation
du systéme 2.7 du chapitre 2 dans le cas d’une constante cosmologique nulle).

On peut maintenant utiliser 'expression de R(z) pour ré-écrire I’équation de déformation du
faisceau A.30 en fonction du redshift. C’est une représentation avec une variable naturelle dans
I’étude de la propagation des faisceaux a travers I’Univers. Mais de fagon équivalente, dans cette
these, on a préféré paramétriser les équations de propagation des faisceaux en utilisant le parametre
w qui est la composante radiale de la métrique FRW dans la forme 2.6. Pour ré-écrire I’équation
A.30 on a donc besoin de relier la variable w & A. Il est aussi utile de trouver une expression en
fonction des distances comobiles x = a~'£. L’équation de propagation du faisceau en coordonnées

comobiles est:
d2
-1

W(a x(\) = R(N)Za 'x(\) (A.40)

ou Z représente la matrice identité. -
Le changement de variables est possible en remarquant que dz® = k*d\ et donc da = f%d)\.
De plus on s’intéresse aux géodésiques de type lumiere cdt = —adw et donc enfin d\ = a?dw.

Grace a ces relations, apres un peu d’algebre on peut écrire:

d2
%x(w) = —Kx(w) (A.41)

ce qui correspond a la relation 3.2 du chapitre 3.
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Annexe B

Angle de déflexion en champ faible

L’équation des géodésiques A.11 peut étre obtenue & partir du principe d’action; le long d’une
géodésique le Lagrangien

1
L(z*,i%) = igagi»%ﬁ (B.1)
est un extremum, c’est a dire que la variation:
5 / L(2,i)dA = 0 (B.2)
¥

\ a o o dx® o 2 N
par rapport aux parametres (z®,&%) est nulle. % = - est la dérivée par rapport au parametre

affine \

Pour une géodésique de type lumiere £ = 0. Le principe de Fermat implique que le temps ¢
qu’un rayon émis par une source S emploie pour rejoindre un observateur O est stationnaire, i.e.
les géodésiques de type lumiere sont caractérisées par 6t = 0.

On considére maintenant une métrique du type 3.3:

29 29
2 _ 2
ds? = (145 )dt* = (1- =5 )ax (B.3)
Pour un rayon de lumiere ds? = 0 et donc:
1 20
dt ~ = (1 - c—z)dl (B.4)

ou dl = vdxdx. Le signe change selon le choix, si le cone de lumiere est orienté vers le passé ou
le futur. Ici, on peut choisir le signe positif sans perdre en généralité, et donc aussi:

ot ~ / (1 - i—f)dl (B.5)

On peut choisir la coordonnée z comme celle qui connecte ’observateur et la source. Si on applique
le principe de Fermat on obtient donc:

St=0 — /(g—Z(M—F g—Zéy) [(%)2 + (%)2 n 1] Rarn (B.6)
+ (@) (B ) E R ED (B.7)
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ouon adéfinin=1-— 26—?. Le deuxieme terme de B.6 peut étre intégré par parties pour chaque
composante x,y. En utilisant le fait que dxz = dy = 0 soit en S soit en O on trouve enfin que le
principe de Fermat est respecté si et seulement si:
on/dx\2 dy\ 2 1/2 dr1 dr /dx\2 dy\ 2 —-1/2
orl(z) + (@) ) =Eh(E) + (@) (B
Oz L\dz dz dz Ll dz \dz dz
pour ce qui concerne la variable x. Pour la variable y on obtient la méme expression. On peut donc
continuer le calcul en ne considérant que la variable x et appliquer ensuite le résultat a la variable

y. Enfin, on peut ré-écrire I’équation B.8 comme:

on _ d[n]
dxr  dl

(B.9)

et de méme pour la variable y. Si on met ensemble les deux resultats on trouve I’équation 3.4.
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Annexe C

Equation de Limber

La relation entre le spectre bi-dimensionnel P,(l) et le spectre tri-dimensionnel Ps(k) 3.19
est obtenue grace a l’équation de Limber. Dans cet annexe je décris les principales étapes qui
permettent de déduire cette relation.

Reprenons la définition de x(0) en fonction du champ de fluctuations 6[fx (w)0,w]

| o i L0

22 J, a(w)

HZQ
H(9)=3 0-m

(C.1)

la fonction de corrélation a deux points du champ de masse projeté le long de la ligne de visée est
donc donnée par:

< K(0)K(0') >= /OwH dwF (w) /OwH dw' F(w') < §[fx(w)0,w]d[fx (w0 w'] > (C.2)
ou on a defini: B SHng i Frew)
F(w) = 52 W (w) a(w) (C.3)

On peut supposer qu’au-dela d’une certaine longueur L,,., << wg il n’y a plus de cohérence entre
les fluctuations, c’est a dire que l'intégrale est limité aux valeurs de w’ telles que |w’ — w| < Lyqz-
Cette approximation est en accord avec le fait que P(k)  k pour k — 0. Cela est équivalent & dire
que dans ’espace réel, la fonction de corrélation du champs de fluctuations &5(r) o 1/r (voir def.
2.3) pour r — oo. Pour des distances plus petites que Ly, 4. on fait 'hypothese que fi(w’) = fi(w);
de méme F(w') ~ F(w). En faisant le changement de variable Aw = w’ —w P’équation C.2 devient
alors:

< K(O)(0)) >= /O Y dwF (w) / d(Aw) < 8l frc (W)Wl frc ()0 w + Aw] > (C.4)

Pour pouvoir remplacer le spectre de fluctuations dans ’équation C.4 on a besoin de formuler une
autre hypothese. On sait en effet que le champ de fluctuations § dépend du temps (voir def. 2).
Cette dépendance est cachée ici dans la dépendance de la variable angulaire w . En effet, pour un
rayon de lumiere dans la métrique FRW on a ¢|dt| = adw ce qui veut dire que a priori les valeurs

113



S frc(w)0,w] et §[fx(w)0 ,w + Aw] ne sont pas calculées pour la méme époque cosmologique.
Cependant, on peut supposer que le champ de fluctuations ne change pas pendant le temps de
propagation du faisceau a travers la longueur maximale de cohérence L,,,, et donc on a:

<r(O)s(6) >= [ dwrw) [[asw /o - 917+ dut)w)

Si on appelle Af = |@ — 6’|, on peut ré-écrire cette équation comme la fonction de corrélation
& deux points du champ «, &, (A):

£e(A0) = / " dwF (w) / A(Aw)es(v/ (T (@2 (A0 + D)) (C5)

On peut utiliser cette équation pour trouver la relation entre les spectres de puissance Py et celui
de P,. On écrit pour cela I’équation C.2 dans ’espace de Fourier:

WH d3k dSk/
< k(0)k(6") >:/O dwF?*(w / / / E (C.6)
< g[k,w]g* [k ] S e z(fK(w)kLO-‘rk:gw)ez(fK )k' o’ +k )

ou k, représente la partie de k orthogonale a la ligne de visée, i.e. appartenant au plan qui contient
6. Avec les mémes approximations utilisées pour passer de I’équation C.2 a ’équation C.5:

WH 3
< K(O)R(6) >= /O dwF2(w) / du’ / ;”; Py () 1)

e*i(fK (w)k 1 (979/))67Zk3w61k3w

wH 2
0 (2m)?

ol on a utilisé la définition du spectre de puissance < 0(k)d*(k’) >= (2m)3Ps(k)d(j—p:) entre la
premiere et la seconde ligne ci-dessus et:

/dwei“’kS = 27T6D(k3:0) (CS)
ce qui impose k3 = 0. Donc, seule la composante des vecteur d’onde dans le plan orthogonal a la

ligne de visée contribue a l'intégrale, soit Ps(k) = Ps(k.L).
Selon la définition de la transformée de Fourier et du spectre de puissance on a donc:

= o w# 2 w 2 #'UJ

ol on a introduit le vecteur bi-dimensionnel 1 = k| fx (w).
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Abstract. We present the first cosmic shear measurements obtained from the T0001 release of the Canada-France-
Hawaii Telescope Legacy Survey. The data set covers three uncorrelated patches (D1, D3 and D4) of one square
degree each, observed in u*, g, r’, i’ and 2’ bands, to a depth of i’ = 25.5. The deep, multi-colour observations in
these fields allow for several data-quality controls. The lensing signal is detected in both 7’ and i’ bands and shows
similar amplitude and slope in both filters. B-modes are found to be statistically zero at all scales. Using multi-
colour information, we derived a photometric redshift for each galaxy and use this to separate the background
source sample into low-z and high-z subsamples. A stronger shear signal is detected from the high-z subsample
than from the low-z subsample, as expected from weak lensing tomography. While further work is needed to model
the effects of errors in the photometric redshifts, this result suggests that it will be possible to obtain constraints
on the growth of dark matter fluctuations with lensing wide field surveys. The combined Deep and Wide surveys
give og = 0.89 £ 0.06 assuming the Peacock & Dodds non-linear scheme (P&D), and os = 0.86 +0.05 for the halo
model and €, = 0.3. We assumed a Cold Dark Matter model with flat geometry and have marginalized over
the systematics, the Hubble constant and redshift uncertainties. Using data from the Deep survey, the 1o upper

bound for wo, the constant equation of state parameter is wo < —0.8.

1. Introduction

Cosmological weak lensing, also called cosmic shear, can
be used to probe the dark matter distribution in the
universe. Weak lensing observations complement other
probes such as CMB anisotropies (Spergel et al. 2003),
type Ia supernovae (Riess et al. 2004, Riess et al. 1998,

Perlmutter et al. 1999), and redshift surveys
Send offprint requests to: sembolon@iap.fr
* Based on observations obtained with

MEGAPRIME/MEGACAM, a joint project of CFHT and
CEA/DAPNIA, at the Canada-France-Hawaii Telescope
(CFHT) which is operated by the National Research Council
(NRC) of Canada, the Institut National des Science de
I’Univers of the Centre National de la Recherche Scientifique
(CNRS) of France, and the University of Hawaii. This work
is based in part on data products produced at TERAPIX and
the Canadian Astronomy Data Centre as part of the Canada-
France-Hawaii Telescope Legacy Survey, a collaborative
project of NRC and CNRS.

(Lahav & Suto 2004).  Weak  lensing  also  has
the advantage of being free of any assump-
tion regarding the light versus matter distribu-
tions (Mellier 1999, Bartelmann & Schneider 2001,

Van Waerbeke & Mellier 2003, Réfrégier 2003).

shown that cos-
technically  feasible

It has only recently been
mic shear measurement is
(Bacon, Réfrégier & Ellis 2000, Kaiser et al. 2000,
Van Waerbeke et al. 2000, Wittman et al. 2000).
Unfortunately, the deepest weak lensing survey has
a sky coverage limited to less than one deg? and the
widest to ~10 deg?. Moreover, most surveys were
performed in one colour only, and even rough redshift
information was not available. These limitations restricted
the use of weak lensing as a cosmological probe to a very
small number of parameters. Early weak lensing surveys
were primarily focused on the measurements of the nor-
malization of the dark matter power spectrum, og, and
the mass density parameter, (2,,. The most recent cosmic
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shear surveys reach a relative accuracy of about 10%
on Qp, 0% (Mellier 1999, Bartelmann & Schneider 2001,
Van Waerbeke & Mellier 2003, Réfrégier 2003), but the
uncertainty on other parameters is still fairly large.

Second generation cosmic shear surveys are now un-
der way and will provide the community with multi-
colour data of excellent image quality, over a wide
field of view. The Canada-France-Hawaii Telescope
Legacy Survey (CFHTLS)!, using the recently built
MEGAPRIME/MEGACAM wide field camera, belongs to
this generation. The CFHTLS-Wide survey (the core of
the CFHTLS cosmic shear survey) will provide a large sky
coverage of 170 deg.?, and the deep four deg.? CFHTLS-
Deep will provide shear information on smaller scales and
as a function of lookback time, out to higher redshift than
the CFHTLS-Wide .

Both surveys will ultimately consist of complete and
homogeneous panchromatic data in u*,g’,r',i’,2’. The
data were taken between June 1st 2003 and July 22,
2004 as part of a preliminary survey to provide detailed
quality assessments and propose technical or operational
improvements, when necessary. The CFHTLS-Wide has
the same depth as VIRMOs-Descart, but so far, the
available data is only in one colour and covers ~ 20 deg?.
A cosmic shear analysis with the wide data is performed
in Hoekstra et al. 2005. The CFHTLS-Deep has been
observed in all five filters, therefore photometric redshift
are available, and will be used in this work. Moreover, the
CFHTLS D1 Deep field is located in the VIRMOS-VLT
Deep Survey (VVDS) F02 field which has several thou-
sand of galaxy redshifts (Le Fevre et al. 2005) and near
infrared data (on a tiny area). A combination of large and
small scales from the Wide and the Deep data will ulti-
mately provide an excellent data set to probe the nature
of dark energy in the universe (Cooray & Huterer 1999,
Benabed & Bernardeau 2001, Linder & Jenkins 2003,
Benabed & van Waerbeke 2004, Jarvis et al. 2005). In
this work, we describe the first CFHTLS cosmic shear
studies based on Deep data, and then combine the Wide
and Deep data analysis to derive constraints on €, and
0g.

The organization of the paper is as follows. In section
2 we introduce the notation and define the statistics we
use. The data set is described in Section 3. In section 4
and 5 we present results and residual systematics and we
discuss them. Conclusions and perspectives are outlined
in Section 6.

2. Theoretical background

The theory of weak lensing has been previously
been discussed in detail in the literature, in-
cluding the physical motivations of various ap-
proximations  (e.g.  Bartelmann & Schneider 2001).

Following  Hoekstra 2004, Van Waerbeke et al. 2002,

! http: //www.cfht.hawaii.edu/Science/CFHLS/

Van Waerbeke, Mellier & Hoekstra 2005 we follow the
notation of Schneider et al. 1998.
We introduce the power spectrum of the convergence

K as :
_ 9 [ _dx k.
a 4Q°/o 200 P (fx(x)’x> )
xH / / fK(X/7X):|2
dx'n _
[/ ()

were fr(x) is the comoving angular diameter distance out
to radial distance x(z), and n(x) is the redshift distribu-

Pre(k)

1)

tion of the sources. Psp (f%(x)’ x) is the 3-dimensional
mass power spectrum, and « is a 2-dimensional wave vec-
tor perpendicular to the line-of-sight.

Cosmic shear can be studied using three different
2-point statistics, which differ only by their filtering
schemes. These various statistics have different wavelength
sensitivities to the power spectrum and therefore the ef-
fect of systematics on each is different. This enables the
comparison of multiple cross-checked solutions. Two-point
statistics are measured as a function of scale 6., which
could either be a galaxy pair separation or smoothing win-
dow radius. The relation between each two-point statistics
and the power spectrum of the gravitational convergence
(i.e. the projected dark matter power spectrum) can be
expressed as follows:

— Top-hat variance:

2 [ dk
2y _ 2 ar 5 2
(0% = [ FREMEE @)
— Shear correlation function:
1 oo
(&), = 5- / dk kP, (k) Jo(k0,). (3)
m™Jo
— Aperture mass variance:
288 [ dk
(Mo =257 [ FRBIGOE @)
with the aperture mass variance defined as:
Map(6e) :/ d?0 x(6) U(9), (5)
0<0.
where U(6) is a compensated filter such as:
9 62\ (1 62
-z (-7)5-7)  ©

M,y can be expressed in terms of the tangential shear
component inside a circle as follows (Kaiser et al. 1994,
Schneider 1996) :

Mup(0) = [ &02,(6) Q) ™)
0<0.
where the tangential shear component ~;(6) at the posi-
tion @ is given by:

7(0) = —Re (v(8)) e~ (®)
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and the function Q(0) is defined as :

9 0
Q) =5 [ a0 o v - Ule). (9)

0
The aperture mass statistic as a  tool
for the cosmic shear analysis has been dis-
cussed in  many papers (Schneider et al. 1998,

Pen, van Waerbeke & Mellier 2002,

Munshi & Coles 2003, Munshi & Valageas 2005). This
statistic is sensitive to curl-free correlations (E-modes)
generated by the (scalar) gravitational potential. Curl
correlations (B-modes) are then easily derived using the
same statistics, after rotating each galaxy by 45 deg. If the
only signal present is due to lensing, then the B-modes
should be zero at all scales. This simple procedure is
therefore a powerful diagnostic tool to assess systematic
residuals in cosmic shear signal.

Unfortunately, the M,, statistic is sensitive to the
smallest accessible angular scales, where cosmic shear sig-
nal depends on the poorly-known non-linear evolution of
the dark matter power spectrum. This shortcoming forces
us to compute E- and B-modes on larger angular scales
in a different way. For this we use the top-hat shear vari-
ance and the shear correlation functions. These functions
are usually derived from the £, and &_ shear correlation
functions:

&+ (r)
§-(r) =

= (@) (0 + 7)) + (v (0) (0 + 7).
(@)1 (0 + 7)) = (3 (0)7r (8 + 7)),

where ¢ and ~, are the tangential and radial projections
of the shear onto the local frame joining two galaxies sep-
arated by a distance r. Following Crittenden et al. 2001a,
we define

(10)

fo =em+a [ Ter) -1 [T,

T T

(11)
The E and B shear correlation functions are given by
£E(,’,) _ §+(T) ;_ 5/(7,) fB(T') — §+(T) 2_ g/(,,,) . (12)

A similar relation can be found for the aper-
ture mass and the top-hat statistics as showed
in Crittenden et al. 2001b. Crittenden et al. 2001b also
pointed out ¥ and &8 can only be derived up to an inte-
gration constant which depends on the extrapolated signal
outside the measurement range.

Finally, the amplitude of the lensing signal depends
on the galaxy redshift distribution n(z) (see Eq.(1)).
As in previous works (see Van Waerbeke et al. 2002,
Van Waerbeke, Mellier & Hoekstra 2005), we use the fol-
lowing redshift distribution:

(13)

where «, 3 and zs parameters are derived from deep pho-
tometric redshift catalogues. The lensing signal can be pre-
dicted for any redshift range using Eq.(1) and Eq.(13).

3. The Deep CFHTLS T0001 data set

The Deep CFHTLS data used in this work consists of
u*, ¢, r', i and 2’ stacked MEGACAM images that form
the first CFHTLS release (hereafter T0001). The release
is composed of stacked images, catalogues and relevant
meta-data produced from observations in four uncorre-
lated fields that were carried out at CFHT with the
MEGAPRIME instrument between June 1st 2003 and July
22, 2004. Details regarding each field are listed on the
CFHTLS web pages?.

Each MEGACAM image consists of an array of
9 x 4 EEV CCDs of 2048 x 4612 pixels each
(Boulade et al. 2003). The pixel scale is 0.186” and the
camera covers a total field of 1 degree x 1 degree. There
are two large gaps of 82 arc-second between rows of CCDs.
In order to produce complete fields, the gaps have been
filled by organizing observations in a series of exposure se-
quences with large offsets. This results in an heterogeneous
pixel illumination at the borders of each CCD. This spa-
tial flux variation induces a varying pixel signal-to-noise
ratio that is taken into account by using pixel weight maps
together with hand-made masks (see Section 4) to discard
noisy areas of each field.

The stacks include only MEGACAM images with see-
ing better than 1.0” 2 and airmass below 1.4 have been
selected. However, because there were fewer u*-band im-
ages than for the other filters, we relaxed the selection
criteria for this filter and kept all v* images with seeing
below 1.4”. Only three of the four Deep fields have been
selected for cosmic shear studies. The D2 Deep field has
been dropped from our sample because it is significantly
shallower than the other three fields.

Data were calibrated and processed at CFHT and the
TERAPIX data center. The full T0001 release is archived
at CADC* and available to any CFHTLS registered user.
A description of the data processing pipeline used to pro-
duce the deep T0001 stacks is beyond the scope of the
paper, but the details can be found on the TERAPIX web
pages®. Photometric and astrometric methods and quality
assessments done on these data are explained in a short ex-
planatory supplement®. The processing (astrometric and

2 nttp://www.cfht.hawaii.edu/Science/CFHLS/
cfhtlsdeepwidefields.html

3 We use the seeing definition of TERAPIX as twice the me-
dian flux radius of a selection of point sources on each CCD.
FLUX_RADIUS as measured by SExtractor, is the radius of the
disk that contains 50% of the total flux. For a Gaussian profile
the SExtractor seeing is almost equal to the Full Width at
Half Maximum (FWHM). For a typical MEGAcAM PSF, it is
slightly larger (10%) than the true PSF FWHM.

4 http://cadcwww.dao.nrc.ca/cfht/cfhtls/

® http://terapix.iap.fr/article.php?id_article=382

S nttp://terapix.iap.fr/article.php?id article=383
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photometric calibrations, pixel re sampling, image warp-
ing and stacking, catalogue production) uses the current
first generation TERAPIX software tools and closely follows
the one used for the VirRmOs-Descart survey that is de-
scribed in McCracken et al. 2003. We refer to this paper,
and to the TERAPIX and CFHT? web pages for further
details.

The accuracy of the photometric calibrations can be
estimated from the stellar colour-colour plots and the
galaxy counts in all bands given on the TErRAPIX T0001
pages and is also discussed in the more detailed stellar
analysis done by Schulteiss et al. (in preparation). In all
bands, the cumulative internal and systematic photomet-
ric errors are 0.05 mag up to AB=22.5, and never larger
than 0.1 to the 80% completeness limit (= AB=25.5). This
uncertainty is sufficient for the cosmic shear studies on this
paper.

Table 1 summarizes the T0001 stacks used in this
work. The completeness limits have been computed by
adding randomly simulated stars (Moffat profiles) inside
a 2000x2000 area of each Deep field and by running the
detection and photometry again, using the MAG_AUTO mag-
nitude of SExtractor® software (Bertin & Arnouts 1996).
The completeness was also checked using galaxy counts °.

The D4-z" data have not been released by TERAPIX
because the astrometric internal accuracy was below the
scientific requirements. The large rms error found in
the D4-z' data is not been fully understood, but it re-
sults in a large number of galaxy mismatches during the
u*, g',r' 1, 2" catalogue cross-identification. This hampers
reliable panchromatic studies for many galaxies detected
in this field. A further investigation reveals that the D4—i’
astrometric solution is also slightly off, while data quality
in other filters are excellent. Although it has no impact
on the D4-u*, ¢’,r',i’ photometric studies, a quick weak
lensing analysis of the D4-i’ field shows it has more sys-
tematic residuals than D1-i’ and D3-i’. In contrast, the
three Deep 7’ band data have similar quality and do not
show systematics residual differences. We therefore used
the r’ band as the reference data set for all comparison
between the fields, and only use the deep D1/D3 i’ band
data for colour comparisons, when needed.

4. Detection of the shear signal
4.1. Galaxy shape parameters

Catalogues and shape measurements of galaxies are pro-
duced using the IMCAT software (Kaiser et al. 1995, here-
after KSB). For each object the centroid position and
the half-light radius r; are measured. These parameters

" http://www.cfht.hawaii.edu/Science/CFHTLS-DATA/
dataprocessing.html
8 http://terapix.iap.fr/rubrique.php?id_rubrique=91
9 see http://clix.iap.fr/T0001/Plots/
CFHTLS D_i galcount T0001.png
and http://clix.iap.fr/T0001/Plots/
CFHTLS D r galcount T0001.png

are then used to derive orientations and raw ellipticities
of galaxies from the weighted second moments I;; of the
galaxy light distribution. In order to minimize the noise
contribution each moment is filtered using a Gaussian fil-
ter W (0) of size ry:

1= [@ow®) 6:6,0) 16). ()
where f(0) is the surface brightness.
The raw ellipticity is given by:
I — I 25
= (L= . 1
o~ (" #oin) 19

where 7r(I) represents the trace of the matrix I. We use
the KSB method to get an unbiased estimator of the shear
7. This method has been tested by several teams and it
has been demonstrated that it provides robust and re-
liable shear measurements from ground based data (see
the comprehensive critical investigation of KSB and other
techniques by Heymans et al. 2005b, and also references
therein).

4.1.1. PSF correction: the principle

Let us assume the shear-free intrinsic ellipticity of a galaxy
is €. On the detector, its shape is eventually modi-
fied by the distortions produced by gravitational lensing
effects and systematics that increase the smearing and
the anisotropic component of the PSF (atmosphere, op-
tical aberrations). Assuming these distortions are small,
Kaiser et al. 1995 demonstrated the observed ellipticity,
e can be written:

el =eo + Pafy + Pafa,

(16)
where q is the anisotropic component of the PSF and v
is the gravitational shear. P*? and P°™ are called the
shear and the smear polarisability. Their values depend
on the galaxy surface brightness and on the filter proper-

ties W (6). q can be derived directly from the data, by
measuring the ellipticity of stars in each field, e,, such as:
e*,
Qo = P (17)
BB

The shear polarisability is however altered by the
isotropic smearing component of the PSF. It results in
a modification of the shear polarisability

sh

P = Psh, _ P* psm ,
P:m

(18)

where P7 is called pre-seeing shear polarisability and
PEMS™ pefers to stars (Luppino & Kaiser 1997). Provided
the assumption (ep) = 0 is valid, an unbiased estimator of
the shear v is given by:

7= (P (e~ Pq).

; (19)
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Table 1. Summary table of T0001 D1, D3 and D4 deep stacks used in this work. Magnitudes are instrumen-

tal AB. Details on magnitude, aperture,
http://terapix.iap.fr/article.php?id_article=383

seeing and completeness definitions are given in the explanatory page

D1 D3 D4

RA (J2000) 02:25:59 14:19:27 22:15:31
DEC (J2000) -04:29:40 | +52:40:56 | -17:43:56
Effective FOV (deg?) 0.80 0.77 0.77
Exp. time u™ (s) 10560 4620 16680
Median seeing u* (arc-sec.) 1.15 0.88 1.05
Completeness u* 50% (mag.) 26.4 26.0 26.2
Exp. time ¢’ 7515 8010 11250
Median seeing g’ (arc-sec.) 0.98 0.95 0.99
Completeness g’ 50% (mag.) 26.4 26.5 26.2
Exp. time 7’ 17280 20820 26400
Median seeing r’ (arc-sec.) 0.87 0.93 0.85
Completeness r’ 50% (mag.) 26.1 26.4 25.9
Exp. time ¢’ 52000 59640 58800
Median seeing i’ (arc-sec.) 0.88 0.92 0.88
Completeness i’ 50% (mag.) 26.1 26.2 25.8
Exp. time 2’ 12240 15120 -
Median seeing 2’ (arc-sec.) 0.86 0.85 -
Completeness 2’ 50% (mag.) 24.5 24.6 -

4.1.2. Object selection

Prior to cosmic shear analysis, all CFHTLS images are
checked by eye and masks are drawn by hand. These
masks are designed to avoid elongated defects, like sat-
urated stars, as well as large foreground galaxies with ex-
tended bright halo that may contaminate the shape of un-
derlying faint galaxies (see Van Waerbeke et al. 2001 for
details). We should emphasize that masks are only drawn
using criteria (z = 0 galaxies, bright stars, CCD defects)
that are not correlated with the lensing signal. In addition,
we used the weight map images produced by TERAPIX for
each stack to reject all pixels with a relative weight ampli-
tude less than of 80%. This rejection step reduces signifi-
cant spatial variation of the detection threshold and keeps
the averaged redshift distribution of lensed galaxies sta-
ble over the field. The rejection scheme removes the CCD
boundaries from all of the fields, and is essentially equiva-
lent to singling out each CCD region, as was done earlier in
VIRMOS-Descart survey. The gain in homogeneity is how-
ever preserved at the expense of the sky coverage. About
30% of the initial area is lost after the masking process.

Stars needed for the PSF correction are selected
along the stellar locus of the magnitude/size diagram
(Fahlman et al. 1994), from the region where stars are
about one magnitude fainter than the saturation level
and where they cannot be confused with faint galaxies.
The P*™ and P5" values are derived at all MEGACAM im-
age positions from a PSF mapping that samples the PSF
smearing and PSF anisotropy at the position of each star,
and by interpolating their values between the stars. This
operation is done on each CCD separately, as suggested
by Hoekstra 2004. The PSF is mapped using a composite
model of a second order polynomial and a rational func-

tion, p(x,y):

p(z,y) = (20)
ao + a1z + azy + azz® + aszy + asy® + c(z,y)

where ¢(z,y) is the rational function chosen as:
c(z,y) = (21)
bo + b1z + bay + bsa® 4 bawy + bsy? + bey> + bry*

1 +bgl‘+b9y

The second order polynomial terms models the smooth
low frequency PSF component, while the rational func-
tion provides a model for the high frequency PSF terms
(Hoekstra 2004).

The correction is made in two steps. First, the
coefficients of the rational function are determined. Since
the CFHTLS Deep fields are much deeper than the
RCS (Hoekstra et al. 2002) and the VIRMOS-Descart
(Van Waerbeke et al. 2000,  Van Waerbeke et al. 2001)
surveys, the density of selected stars is higher and we do
not need to map the PSF using external stellar fields.
Each field has about 100 stars per CCD, so the high
frequency PSF terms can be reasonably well sampled
down to 0.5 arc-minute, and all coefficients of the rational
function can be constrained with sufficient accuracy. In a
second step, the polynomial terms are determined.

We also compared the rational function solution
against the second order polynomial interpolation. We
found the results are not very different from our com-
posite model, although the rational function improves the
quality and stability of the PSF mapping.

Once ellipticity is corrected we keep in the sam-
ple all objects with angular size larger than the see-
ing disk and smaller than two arc-seconds. Following
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Fig. 1. Magnitude distribution of galaxies in the three fields
in the r band. More detailed galaxy count plots, for each
filter and for each Deep field, are available on the web at
http://terapix.iap.fr/article.php?id_article=382

Van Waerbeke et al. 2000, we automatically reject one
galaxy in every close pairs with angular separation less
than 12 arcsec in order to avoid contamination of elliptic-
ity measurements by overlapping isophotes of neighboring
galaxies.

The magnitude distribution of the final object cata-
logue is shown in Fig.1. The limiting magnitude corre-
sponding to a 80% completeness limit is 7y, = 25.5.
Bright objects with magnitude smaller than 21.5 and faint
objects with magnitude larger than 25.5 are also removed
from the galaxy sample. The final galaxy number density
of the cosmic shear catalogue is about 20/arcmin?.

As proposed by Erben et al. 2001 we assign an ellip-
ticity dispersion o, to each object corresponding to the
ellipticity dispersion in a box containing its 20 nearest
neighbors in the (magnitude, size) space. Weighted 2-
point statistics are computed assigning to each galaxy a
weight given by 1/ (03 + 02) where o, is the ellipticity
dispersion of the unlensed galaxies. A different noise esti-
mation (Hoekstra et al. 2000) gives similar results.

5. Residual systematics
5.1. Quality of the PSF correction

A visual inspection of the MEGAPRIME PSF (Fig.2) shows
that the PSF anisotropy has significant variation over the
field and may also be very large at the boundaries'’. The
PSF correction is therefore a critical step and its reliability
demands careful verifications. In addition to the usual B-
mode analysis shown in the next section, in this section
we carry out several analyses of the systematics.

10 This strong PSF anisotropy has been considerably reduced
by the CFHT staff, after the TO001 release. It should no longer
be a critical issue for next releases.

Cosmic Shear Analysis with CFHTLS Deep data

The quality of the PSF correction and its homogene-
ity over the MEGACAM field camera can be assessed by
comparing the mean star ellipticity before and after PSF
correction (Fig.3). The average stellar ellipticities (e;) and
(er) are plotted as a function of the radial distance from
the center of the field, r. It is interesting to note that
the radial ellipticity component degrades much more and
much faster than the tangential ellipticity. However, the
PSF correction done by the PSF mapping is very good,
for each Deep field. After correction, the dispersion of star
ellipticities is about 2 x 1072 at any point of the camera.
There is no significant change in the residual error as func-
tion of position. The small increase in the fluctuation of
star shapes at very small distances is due to higher Poisson
noise: each radial bin has the same width, so the inner-
most circle encompasses the smallest area and contains
fewer stars than the others.

Finally, we checked the residual amplitude of the shape
correlation function between corrected stars. We found is
to be two order of magnitude smaller than the expected
lensing signal at all scales probed by this work (Fig. 4).

The tests discussed above only guarantee that the PSF
correction is excellent in the neighborhood of selected stars
or on angular scales larger than, or close to, the mean an-
gular distance between stars. In regions where no stars
were selected or on small scales, the local PSF correc-
tion residuals may be larger than the average. A use-
ful test of systematic residuals on small scales has been
proposed by Bacon et al. 2003 and Heymans et al. 2005b.
Assuming the PSF model derived from stars and applied
to galaxies is unable to remove all systematic contribu-
tions, the star-galaxy cross correlation will be non-zero
and may vary as function of angular scale. If the residual
is small, Bacon et al. 2003 showed the systematic residual
can be expressed as follows:

{ex ega1)? .
(ex ex)

Eope = (22)
where eg4q is the corrected galaxy ellipticity and e, is the
uncorrected star ellipticity. We use the £y, to compute
the contribution of systematics for both top-hat and com-
pensated filter. Fig. 5 shows they are consistent with zero
at all scales between 0.5 arc-minute to 30 arc-minutes.
This confirms that residual systematics are negligible in
the MEGACAM Deep fields.

5.2. Independent analysis of ' and i’ data

The robustness of cosmic shear signal can also be assessed
by comparing results obtained using different filters for
the same galaxy sample. Because gravitational lensing is
achromatic, we expect the shape and amplitude of cos-
mic shear to be identical for data taken in different filters.
Any significant difference between two bands provides a
diagnostic of the PSF corrections. A first attempt at com-
paring shear measurements in different filters was made
by Kaiser et al. 2000 using the CFHT12K camera. The I
and V' bands showed significantly different signals that
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Fig. 2. The mean ellipticity of the stars shows the behavior of the PSF anisotropy for the three fields D1, D3 and D4 . For all
of the three fields, < e > is few percent in the central part and it becomes about 10% in the corners (see also fig.3).
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Fig. 3. Bottom panels show the mean tangential (left panel)
and radial (right panel) uncorrected stellar ellipticity as a func-
tion of the distance to the center of the camera for D1rT001
(filled triangles ), D3rT001 (filled squares) and D4rT001 (filled
circles) fields. Top panels show the same quantities after PSF
correction.

were inconsistent with the change in redshift distribution
between the two filters.

The Deep photometry provides a sample of the same
galaxies detected in different filters, so the signal is ex-
pected to be the same. However, these filters have differ-
ent depths, and the shallowest colours do not have enough
galaxies to allow a comparison of the signal between all
colours using the same galaxies. This limitation affects
mainly the u* and ¢’ bands. Furthermore, these bands are
more sensitive to atmospheric dispersion than other filters.
We expect their PSF anisotropy to be larger than for 7/, ¢/
and 2’ bands and its correction may also depend more on
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' ! 10
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Fig.4. E-modes (red filled circles ) and B-modes (black open
circles) top-hat two point statistics of corrected stars show the
smallness of residual PSF systematics.

the relative differences between the averaged spectral en-
ergy distributions of stars used for the PSF calibration and
of galaxies. Hence, u* and g’ are not well suited for weak
lensing analysis. The comparison between the 7' and the
z' bands doesn’t give many informations because of the
limited size of the matched sample. We therefore decided
only to focus on the comparison between r’ and i’ bands.

We computed the two-point statistics using the same
objects in i’-band and r’-band in the D1 and D3 fields only.
As reported before, D4 was discarded from this study be-
cause it shows higher systematic residuals in i’ bands than
the two other fields. It is worth noting that both ' and ¢’
band images have been processed (flat fielding, astromet-
ric and photometric calibrations, image selection, image
stacking) in a totally independent way. The only correla-
tions between the two samples are the software tools and
the pipeline scheme used at TERAPIX.
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Fig.5. Two-point signal statistics(red filled circles):top-hat
(bottom) and Mg, (middle) correlation function (top), com-
pared with residual systematics (black open circles). Signal er-
ror bars are statistical ones.

The r’ and ¢’ ellipticity catalogues have been computed
and PSF-corrected independently, starting from the r’ and
i’ T0001 stacked images. The galaxy cross-identification
is done at the very end of the processing to compare the
results. Fig. 6 shows the comparison of the FE- and B-
modes of the top-hat shear variance for both the i’ and 7’/
data sets. The error bars are estimated as the quadrature
sum of the statistical and the systematic error &, s defined
by Eq.(22). The amplitude of the latter is bigger in the
7’ band as shown by the residual B-modes in this filter.
The r' and i’ bands results are remarkably similar, both
in shape and amplitude, they agree to within 1o at all
scales.

6. Characterization of the shear signal
6.1. Two point statistics

The ellipticity correlation functions &4 (r) and £_(r) are
measured from the weighted mean of all pairs with an-
gular separation r. The correlation function is computed
using equations (11) and (12). The M,, and the top-hat
statistics are also computed as a function of the correlation
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Fig. 6. Top-hat variance of the E-modes in the i’-band (red
filled circles) and in the r’-band (red filled triangles) for the
same data set. Top-hat variance B-modes in the i>-band (black
open circles) and in r’-band (black open triangles).

functions &4 (r) and &_(r) following Schneider et al. 2002
and Crittenden et al. 2001b. Fig.7 shows the two-point
statistics for the three deep fields D1, D3 and D4. Error
bars including statistical noise and cosmic variance are
computed from the & (r) and {_(r) as described in
Schneider et al. 2002.

The cosmic variance contribution is computed using
the CFHTLS T0001 Deep survey properties: an effective
density (after masking) of 20 gal/arcmin?, an effective
area of 2.1deg?, and an ellipticity dispersion per elliptic-
ity component of 0.3 (the latter was measured from the
corrected ellipticity). However, the error calculation de-
scribed in Schneider et al. 2002 is only valid for a single
connected field with a number density of n equally-sized
galaxies. We therefore replace the statistical error compo-
nent by the Poisson noise measured from the data, using
the weights (computed as described above) and positions
of each galaxy. For the top-hat variance and the corre-
lation function, the free integration constant is chosen so
that the B-modes on scales between 15 and 25 arc-minutes
vanish. Although its amplitude is meaningless, one can see
that the B-mode is flat and stable over that range of an-
gular scales.

In contrast, the M), statistic does not have an undeter-
mined integration constant (as explained previously), so
the B-mode amplitude is a physical property. Fig.7 shows
the presence of B-modes. Note that the M,, filter for a
given size 0 is mostly sensitive to scales around ~ 6/5.
This explains why the other two-point statistics do not
show B-modes at the same scales. The B-mode at such
small scales may result from intrinsic alignment of galax-
ies (King & Schneider 2002, Heymans & Heavens 2003)
or from the correlation between intrinsic ellipticity and
shear (Hirata & Seljak 2004). If these systematics are real,
we expect to correct them in future work by using the pho-
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tometric redshifts. A further investigation confirms that
the B-modes come from weak objects (i.e. 25.0 < 45 <
25.5), and that a magnitude cut that rejects objects with
magnitude fainter than 25.0 gives zero B-modes at all the
scales, even for the M,, statistic. However, we keep these
objects in our catalogues because a deep sample will be
necessary to study the evolution of signal with redshift.
In addition, the presence of B-modes at small scales will
taken into account when we estimate cosmological param-
eters.
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Fig. 7. Two-point statistics for all the three fields combined.
Red filled circles show E-modes, black open circles show B-
modes. E-mode error bars include the statistical error and the
cosmic variance contribution, while B-modes are affected only
by statistical error.

6.2. Evolution of signal with redshift

The cosmological nature of the two-point statis-
tical signal can be established by comparing its
amplitude as function of source redshifts with the-
oretical expectations of the gravitational instabil-
ity paradigm and the gravitational lensing the-
ory (Bernardeau et al. 1997, Jain & Seljak 1997).

To first order, the signal should increase as 21

Table 2. Mean photometric redshift in magnitude bins.

magnitude bin mean redshift
185 <iap <24 | <z >=0.850
19.0<iap <24 | <z>=0.853
19.5 <iap <24 | <z >=0.858
20.0 <iap <24 | < z>=0.865
20.5 <iap <24 < z>=0.876
21.0<iap <24 | < z>=0.892
215 <iap <24 | <z>=0913
22.0<iap <24 | <z >=0942
225 <iap <24 | <z>=00981
23.0<iap <24 | <z>=1.035
235 <iap <24 | <z>=1.100

(Bernardeau et al. 1997, Jain & Seljak 1997, so even a
rough separation of galaxies into low- and high-redshift
populations should split the cosmological lensing signal
accordingly.

The CFHTLS T0001 data sets are well suited for this
analysis. The observations can be used to sample the high
redshift universe up to z ~ 1. There are enough of galax-
ies to divide into two subsets based on their estimated
photometric redshifts.

Photometric redshifts were measured
using the hyper-z public software!!
(Bolzonella, Miralles & Pell6 2000). hyper-z uses the
multi-band photometric data of a galaxy to derive its
most likely redshift and spectral energy distribution
(SED) based on the Bruzual & Charlot evolution models
(Bruzual & Charlot 1993).

We used the D1 and D3 wu*, ¢/, 7/, ¢/ and 2’ images
and the D4 w*, ¢/, v/, i images (the D4-z’ stacked im-
age is missing in T0001). Photometric catalogues were
produced by the SExtractor software. All galaxies were
first detected in the r’ band reference image. Magnitude
and colours of galaxies are then computed using the
r’—center positions and inside an aperture scaled accord-
ing to the size of each galaxy in 7’-band. The x? minimiza-
tion was performed assuming magnitude errors derived
from SExtractor, which range between Amag = 0.03 and
Amag = 0.1 in all bands.

Fig. 8 shows the photometric redshift distribution of
the galaxies in D1 field down to i’ = 24.0. This subsam-
ple can be compared with the VVDS spectroscopic red-
shift distribution obtained from 11000 spectra in the same
region (Le Fevre et al. 2005). There are no apparent dis-
crepancies that would make the separation into photo-
metric low- and high-redshift galaxies unreliable. Beyond
1’ = 24.0, large spectroscopic redshift samples are not yet
available, but we don’t have any reason to believe that our
photometric redshift accuracies will degrade significantly
for the i’ < 24.0 sample.

The cosmic shear catalogue can therefore be split
into two samples with equal numbers of galaxies at high
and low redshifts with reasonable confidence and can be

' http://webast.ast.obs-mip.fr/hyperz/
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Fig. 8. Density of galaxies of D1 field as a function of photo-
metric redshift.

compared with cosmological predictions. Poisson noise is
therefore similar in the two subsamples, but photomet-
ric redshift errors are expected to be larger in the high-
redshift tail.

Fig. 9 shows the top-hat shear variance measured
for the two populations. The low-z sample ranges in
0.3 < z £ 1., while the high-z galaxies have z 2 1.0. Error
bars include Poisson noise and cosmic variance (see Sect.
4.2). The difference between the two samples demonstrates
the cosmological nature of the signal. An indicative com-
parison of signals with theoretical predictions is also plot-
ted.

The relative lensing amplitude for the two source
galaxy populations is less sensitive to cosmic variance fluc-
tuations, and agrees with the predictions.

Contamination by galaxies with incorrect photometric
redshifts is likely important, in particular for the faintest
galaxies and the high-z tail ( further informations about
degeneracy of photometric redshifts in the case of missing
infrared bands can be found on hyper-z user’s guide).

In spite of potential contamination by incorrect pho-
tometric redshifts, the cosmological imprint of large-scale
structure detected in the Deep CFHTLS data shows that
MEGAPRIME is suitable for cosmic shear studies. Fig.
9 also demonstrates that the CFHTLS Deep survey has
promising potential for tomographic studies that explore
the evolution of the dark matter power spectrum with
look-back time.

7. Parameter estimation
7.1. Derivation of the likelihood function

In this Section, we describe the estimation of cosmological
parameters. In a subsequent paper, we will perform a com-
plete parameter estimate, combining weak lensing with
other cosmological probes. Therefore, here we limit the
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Fig.9. Top-hat variance for “high-z” subsample (red filled
triangles) and “low-z” subsample” (red filled circles). B-modes
for the two subsamples are also shown. Error bars include sta-
tistical noise and cosmic variance. The data are compared with
theoretical fiducial model (2., = 0.3, Qa = 0.7, 0g = 0.88 and
h = 0.7 ) and source distribution n(z) modeled by Eq.13, with
a =198, 8 = 0.66 and z; = 0.0981. The low-z source selec-
tion is simulated using n(z) between 0.3 < z < 1.2 and zero
otherwise (bottom line). Likewise, the red filled triangles and
the black open triangles are the E- and B-modes of the “high-
2" sample. The data are compared with the same theoretical
model with a high-z source selection simulated using n(z) be-
tween z > 0.8 and zero otherwise. Shaded areas show models
within zs = 0.098175 513 that represent the 1o error region on
zs as derived from the likelihood parameter estimation.

analysis to the normalization of the mass power spectrum
(0s) and matter density (€2,,) measurements. The shape
parameter I' is given by the Cold Dark Matter paradigm
I' = Q,, h, where h is the reduced Hubble constant. We
allow the characteristic redshift of the source distribution
to vary around the best fit that will be described in the
next sub-section.

To measure cosmological parameters, we adopt a
maximum-likelihood method. Let d; be the input data vec-
tor (i.e. the top-hat shear variance as a function of scale
0;), and m;(Qn, os,n(z)) the prediction, function of the
parameters to be estimated. The likelihood function of the
data is then:

L= exp [(di —mi)C™H(di —my)"],  (23)

1
(2m)"|CJ1/2
where n = 16 is the number of angular scale bins and C
is the 16 x 16 covariance matrix of the top-hat shear,

Cij = <(d1 — 77L7;)T(dj — mj)>, (24)

and C can be decomposed as C = C,, + C,, where C,, is
the statistical noise and Cg the cosmic variance covariance
matrix.

As discussed above, the matrix C; is computed accord-
ing to Schneider et al. 2002, assuming an effective survey
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area of the CFHTLS Deep fields: 2.1 square degrees, a
number density of galaxies ngqy = 20/arcmin?, and an
intrinsic ellipticity dispersion of o, = 0.3 per component.

The cosmic variance is computed assuming Gaussian
statistics. While this assumption becomes inappropri-
ate on small angular scales, errors on such scales
are dominated by the statistical noise contribution, so
the Gaussian approximation remains an excellent one
(Van Waerbeke et al. 2002). The covariance matrix com-
ponents are derived for a fiducial cosmological model cor-
responding to the best fit of WMAP data proposed by
Spergel et al. 2003: Qp; = 0.3, Q4 = 0.7, 05 = 0.88,
T' = 0.21 (the reduced Hubble constant is h=0.7). The B-
mode is calibrated by marginalizing around B = 0 within
the 1o interval.

7.2. Parameter estimation

The source redshift distribution is calibrated us-
ing the Hubble Deep Field (HDF) catalogues
(Ferndndez-Soto et al. 1999), which provide a more

accurate estimate of redshift in absence of infrared data
in CFHTLS fields. It turns out that the F606 filter of
WFPC2 is a good match to the MEGACAM 1’ filter
within our 1o magnitude error. We select all galaxies
with 21.5 < r’ < 25.5. The Hubble Deep Fields provide a
sample at high redshifts that overlaps with the redshift
range expected for the CFHTLS Deep fields.

We use the source redshift distribution model of
Eq.12 and perform a x? fit, allowing the parameter z,
to vary. We then identify the £1o and 420 uncertain-
ties, which we marginalized over in the cosmological pa-
rameter estimation. We find o = 1.9833, 6 = 0.6651,
zs = 0.098115-01370-021 " Rigure 10 shows the unnormal-
ized weight in magnitude slices in the Deep catalogues.
The effect of down-weighting faint galaxies is taken into
account in the source redshift estimation. Figure 11 shows
the best fit model and the underlying photometric red-
shifts from the Hubble Deep Fields (solid line). Error bars
are Poisson errors. The dashed-dotted line on Figure 11
shows the redshift distribution one would have if we ignore
the weighting. The best fit redshift distribution model has
a mean source redshift of ~ 1.01, nearly 0.2 higher in z
than the Wide survey (Hoekstra et al. 2005).

The constraints on €2, and og are obtained after
marginalization of the reduced Hubble constant h €
[0.6,0.8] and over the *+ 20 limits of the source red-
shift parameter z;. The resulting constraints in the €,,,-og
plane are given in Figure 12. This figure shows that the
CFHTLS Deep field gives constraints as good as previ-
ous lensing measurements, despite its small field of view.
This is the consequence of the larger fraction of high red-
shift galaxies, which are more strongly lensed. Using the
Peacock & Dodds (1996) non-linear scheme, we obtain
08 =094+ 0.15+£0.20 (£ 1o £ 20) for ©,, = 0.3. Error
bars are the one and two o errors respectively. The Smith
et al. (2003) halo model gives og = 0.9040.1440.20, which

agrees with previous normalization measurements. The
similarity between the result obtained using the Peacock
& Dodds and that using the halo fitted model is not sur-
prising. Indeed, on scales 2 1’, which dominate our signal,
the difference between the two models of power spectrum
is £ 5%. On smaller scales, we would expect an increasing
discrepancy between these different ways to estimate og.

We then measure og by combining these constraints
with those obtained on the CFHTLS Wide survey (see
Hoekstra et al. 2005 for the details). The result of this joint
analysis is shown in Figure 13, and remarkably, the ,,-
og degeneracy is partially broken. This is the consequence
of measuring the large and small scales simultaneously,
as shown in Jain & Seljak 1997. For Q,, = 0.3, we get
og = 0.89£0.06 +0.12 using Peacock & Dodds (1996) for
the non-linear scheme and og = 0.86 £ 0.05 £+ 0.11 for the
halo model (Smith et al. 2003).

The power spectrum normalization is in very
good agreement with results from medium-redshift
and low-source-redshift — weak lensing  surveys

(Hoekstra et al. 2002,  Van Waerbeke & Mellier 2005).
It is remarkable that the parameters of the redshift
distribution, which have been estimated from a different
survey, are such that the normalization og lies within the
errors of previous measurements. This is strong evidence
that deep, medium and shallow lensing surveys are in
cosmological agreement, hence reinforcing the ability of
cosmic shear to probe the mass distribution at different
redshifts and different scales.

Weak lensing can also be used to constrain dark en-
ergy. Figure 14 show the upper limit on wy, the constant
equation of state parameter derived from the Deep data
only. Here we used only the Peacock & Dodds non-linear
prescription (a detailed discussion on non-linear power
spectrum correction in the context of Dark Energy can
be found in Hoekstra et al. 2005, which also includes a
joint analysis of the Wide and Deep data). We obtain
wy < —0.8 at 1o, and the contours show that this re-
sult is independent of Q. This is particularly interesting
because lensing combined with either cosmic microwave
background (Jarvis et al. 2005) or supernovae will provide
a strong constraint on the dark energy equation of state.

8. Summary and conclusion

This paper describes the first cosmic shear studies of
CFHTLS Deep data using the T0001 CFHTLS release.
It uses data collected in w*, ¢’, 7/, i and 2z’ with
MEGAPRIME/MEGACAM over the first year of the survey.
Only between 1% and 15% of the Deep data are therefore
in hand depending on the field and on the filter, and so
the survey is still 2-3 magnitude below the final goal.

The T0001 data have been used to assess the capabil-
ities of MEGAPRIME/MEGACAM and to clarify the poten-
tial and the science drivers of the CFHTLS Deep survey
for weak lensing studies.

The correction for PSF anisotropy works very well,
showing that residual systematics are almost zero at
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weight (not normalized)

Fig.10. Plot of mean weight per galaxy as function of mag-
nitude 21.5 < ry 5 < 25.5.
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Fig.11. The histogram shows the photometric redshift dis-
tribution of 21.5 < ry 5 < 25.5 galaxies of Hubble Deep Field
North and South used in this work. The central solid line is
the best fit model. The solid line histogram is that magni-
tude weighted redshift distribution. The dashed-dot histogram
shows the redshift distribution if the galaxies were not magni-
tude weighted.

all scales probed by a MEGAcAM field. This is con-
firmed by the star-galaxy cross-correlation analysis. This
also demonstrates that the CFHT-ELIXIR-TERAPIX cal-
ibration/reduction pipelines can deliver co-added images
which have the required lensing quality. However, the pres-
ence of B-modes by weak objects at small scales should be
further investigated.

The cosmic shear signal has been detected in the r'-
band. Its consistency and achromaticity has been checked
by independent 7’- and ¢’- analysis of the same data sets.
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Fig.12. Q,, and og constraints with the Deep data only. The
contours show 0.68, 0.95 and 0.999 confidence regions. Errors
include statistical, covariance and residual systematic contri-
butions. The models are pure Cold Dark Matter fit to the data,
marginalized over the redshift distribution (see Section 7.2 for
the details).
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Fig. 13. Same as Figure 12, combined with the CFHTLS Wide
data (Hoekstra et al. 2005). For §2,,, = 0.3 we have os = 0.86+
0.05 at 1o (see Section 7.2 for details of the error calculation).

We have presented results for three standard two-point
shear statistics.

Thanks to the depth of the CFHTLS Deep sample,
and using the photometric redshifts derived from the u*,
g, r', i and 2’ images, the galaxy sample was split into
low- and high-redshift sources, and the cosmic shear signal
was measured on the two subsamples separately. Both sub-
samples show zero B-modes and the shear amplitude of the
high-z sample is clearly higher than the low-z one, with
a ratio in agreement with the cosmic shear predictions.
The amplitude of the signals from the two subsamples are
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Fig.14. Dark energy constraints from the Deep data only.
Hidden parameters are marginalized using a flat prior over og €
[0.7,1.0], h € [0.6,0.8] and within the +20 boundaries of the
redshift parameter z; (see Section 7.2).

different from each other at all scales with a significance
level higher than 5-sigma and their shapes follow theo-
retical expectations of A-CDM dominated universe. This
strong evidence for the cosmological nature of the signal
shows that the CFHTLS Deep data will allow us to explore
the growth rate of cosmic shear signal with redshift, and
hence the evolution of the dark matter power spectrum as
function of lookback time.

Using only Deep data, and marginalizing over h and
the redshift of sources, we have derived constraints on
os and ,,. We show that the degeneracy between these
two parameters is partially broken when the analysis is
combined with data from Wide survey. Assuming €, =
0.3, we found that og = 0.89 + 0.06 for P&D and
os = 0.86 £ 0.05 with the halo model, in excellent agree-
ment with Van Waerbeke, Mellier & Hoekstra 2005 (o5 =
0.83+£0.07 ) and Hoekstra et al. 2002 (0s = 0.86+0.05 ).
Likewise, we derive wy < —0.8 using Deep data alone (see
Hoekstra et al. 2005 for a deep+wide analysis).

Our results show that everything is in place to make
a full scientific use the CFHTLS lensing data, and that
soon with deeper Deep survey data and wider Wide survey
data, we will able to provide the best cosmological con-
straints from weak lensing to date. In particular, we expect
to explore the growth rate of structure from a tomographic
cosmic shear measurement, and to better constrain cos-
mological models from the non-Gaussian features derived
from a joint analysis of two-point and three-point statis-
tics. The analysis of three-point statistics in CFHTLS data
goes beyond the scope of this paper. Indeed, the Deep data
used for this paper, is not wide enough for such a measure-
ment. However, three-point statistics will be investigated
using future samples both for the Deep and Wide survey.
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ABSTRACT

We present the first measurements of the weak gravitational lensing signal induced by the large-scale mass dis-
tribution in the universe from data obtained as part of the ongoing Canada-France-Hawaii Telescope Legacy Survey
(CFHTLS). The data used in this analysis are from the Wide Synoptic Survey, which aims to image ~170 deg? in
five filters. We have analyzed an effective area of ~22 deg? (31 pointings) of i’ data spread over two of the three
survey fields. These data are of excellent quality, and the results bode well for the remainder of the survey: we do not
detect a significant “B” mode, suggesting that residual systematics are negligible at the current level of accuracy.
Assuming a cold dark matter model and marginalizing over the Hubble parameter / € [0.6, 0.8], the source redshift
distribution, and systematics, we constrain og, the amplitude of the matter power spectrum. At a fiducial matter
density ,, = 0.3 we find oy = 0.85 £ 0.06. This estimate is in excellent agreement with previous studies. A com-
bination of our results with those from the Deep component of the CFHTLS enables us to place a constraint on a
constant equation of state for the dark energy, based on cosmic shear data alone. We find that wy < —0.8 at 68%

confidence.

Subject headings: cosmology: observations — dark matter — gravitational lensing

Online material: color figures

1. INTRODUCTION

Weak gravitational lensing of distant galaxies by intervening
massive structures provides us with a unique and unbiased way
to study the distribution of matter in the universe. Although weak
lensing has many applications in astronomy, from the study of
galaxy dark matter halos (e.g., Brainerd et al. 1996; Hudson et al.
1998; McKay et al. 2001; Hoekstra et al. 2004) to galaxy clusters
(e.g., Clowe et al. 1998; Dahle et al. 2002; Hoekstra et al. 2002a;
Cypriano et al. 2004), much recent work has been devoted to the
measurement of the statistical signal induced by large-scale struc-
ture (aka cosmic shear).

The reason for the recent popularity of cosmic shear is the fact
that the signal is a direct measure of the projected matter power
spectrum over a redshift range determined by the lensed sources
and over scales ranging from the linear to nonlinear regime. This
straightforward interpretation of the signal is rather unique in the
growing set of tools available for cosmology and is an important

! Based on observations obtained with MegaPrime equipped with MegaCam,
a joint project of CFHT and CEA/DAPNIA, at the Canada-France-Hawaii
Telescope (CFHT), which is operated by the National Research Council (NRC)
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scope Legacy Survey, a collaborative project of NRC and CNRS.
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France.
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* Department of Physics and Astronomy, University of British Columbia,
Vancouver, BC V6T 1Z1, Canada.

6 Department of Physics, University of Waterloo, Waterloo, ON N2L 3Gl,
Canada.
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feature if we are to determine the values of cosmological pa-
rameters with high precision. We note, however, that the rela-
tion between the lensing signal and the cosmological parameters
depends critically on the redshift distribution of the source gal-
axies. Provided that the latter information is available, weak lens-
ing studies enable us to measure important parameters such as the
matter density §2,, and the amplitude of the power spectrum og.
These observations also have the potential to constrain quintes-
sence models (Benabed & van Waerbeke 2004). The combination
of cosmic shear with other well-understood probes, such as the cos-
mic microwave background, is particularly powerful (e.g., Contaldi
et al. 2003; Tereno et al. 2005).

The measurement of the signal, however, is not without
challenges, which explains why cosmic shear has only recently
appeared as a useful tool in cosmology. First of all, the induced
change in the shapes of distant galaxies is small (less than 1%),
much smaller than the intrinsic shapes of the sources themselves.
As a result, large areas of the sky need to be surveyed in order
to reduce the statistical errors. The first detections, reported only
a few years ago (Bacon et al. 2000; Kaiser et al. 2000; van
Waerbeke et al. 2000; Wittman et al. 2000), were based on rel-
atively small areas (a few deg? at most). Recent developments in
the construction of wide field imaging cameras on 4 m+ class
telescopes have made it possible to image much larger portions
on the sky to warrant accurate measurements of the lensing sig-
nal. For instance, van Waerbeke et al. (2005) presented results
based on ~12 deg? of deep imaging data from the VIRMOS-
Descart Survey. Other competitive results are based on shal-
lower data, which cover a larger area, such as the Red-Sequence
Cluster Survey (RCS; Hoekstra et al. 2002b) based on 53 deg?
and the 75 deg? Cerro Tololo Inter-American Observatory (CTIO)
Lensing Survey (e.g., Jarvis et al. 2003, 2006).

The second challenge is the careful removal of observational
distortions, introduced by the telescope optics and atmosphere.
Much work has been devoted to deal with the point-spread func-
tion (PSF), and several correction schemes have been developed



FIRST CFHTLS COSMIC SHEAR RESULTS 117

(e.g., Kaiser et al. 1995; Bernstein & Jarvis 2002; Refregier
2003) and tested (e.g., see Heymans et al. [2005] for the most up
to date discussion). Fortunately, the separation of the signal into
gradient (“£”-mode) and curl (“B”-mode) components provides
anontrivial test of the level of residual systematics, including the
presence of intrinsic alignments of galaxies or observational dis-
tortions in the images. In addition, several other tests can be per-
formed to test the accuracy of the corrections (e.g., Hoekstra
et al. 2002c; Bacon et al. 2003; Heymans 2003, 2005; van
Waerbeke et al. 2005). The recent results presented in van Waerbeke
et al. (2005) and Jarvis & Jain (2005) have demonstrated that
these systematics can be accurately corrected for, resulting in
measurements free of B modes.

The next step is to survey much larger areas on the sky to
sufficient depth in multiple filters, which enables us to probe the
evolution of the matter power spectrum. The Canada-France-
Hawaii-Telescope Legacy Survey (CFHTLS) aims to image
~170 deg? in the i'filter down to i, ; = 24.5. This is comparable
to the depth reached in the VIRMOS-Descart survey but an order
of magnitude larger in survey area, thus resulting in a significant
reduction in statistical errors. In addition, the fields are observed
in four additional filters to ensure photometric redshift infor-
mation for the sources. This is an important part of the survey,
as it enables tests for intrinsic alignments and the study of the
evolution of the matter power spectrum. The latter significantly
improves the constraints on cosmological parameters (e.g., Hu
1999; Simon et al. 2004). Of particular interest is the improve-
ment in the constraints on the equation of state of the dark energy
(e.g., Benabed & van Waerbeke 2004).

In this paper we present the first results from the CFHTLS
cosmic shear program, based on 31 pointings, resulting in an ef-
fective area of ~22 deg? of i’ data. These data comprise observa-
tions done in the first three semesters of the survey and already
provide a significant improvement over previous work. The struc-
ture of the paper is as follows. In § 2 we discuss the CFHTLS and
the data used in this paper, as well as the data reduction process.
The weak lensing analysis is described in § 3. The resulting cos-
mic shear signal is presented in § 4, and the implications for cos-
mological parameters are discussed in § 5.

2. DATA

The CFHTLS?® is a joint Canadian-French program to make
efficient use of Megaprime, the CFHT wide field imager, and
to address a number of fundamental problems in astronomy.
Megaprime, equipped with MegaCam, a 36 CCD mosaic camera
with a field of view of ~1 deg?, enables us to obtain deep images
of large areas of the sky. The survey itself consists of three inde-
pendent parts, each with their own primary science driver. The
survey has been allocated more than 450 nights over a ~5 year
period.

The results presented in this paper deal with data collected as
part of the wide synoptic survey, or “Wide Survey” for short.
Once completed, it will cover ~170 deg? in three patches of 49—
72 deg? each through the whole filter set (u*, ¢, ', i', ') down to
i" = 24.5. The survey allows the study of the large-scale struc-
ture and matter distribution in the universe through weak lensing
and the galaxy distribution. The former application is the focus
of this paper. We also use cosmic shear results based on multi-
color data from the Deep component of the survey, which are
described in detail in Semboloni et al. (2005).

For the analysis presented here we use 19 pointings in the
i’-band from the W1 field and 12 pointings from the W3 field,

8 See http://www.cfht.hawaii.edu/Science/CFHLS.

resulting in an effective survey area of 22 deg? after masking.
The layout of the current data with respect to the final survey is
presented in Figure 1. These data were obtained during the 2003B,
2004A, and 2004B observing semesters. In addition, 4 deg? of
the W2 field have been observed, but the area is not contiguous
and we omit these data from the current analysis. Although more
data have been taken since, we have chosen to limit the current
data set to these three semesters as it represents a significant im-
provement over previously published results and provides a ref-
erence for future analyses.

2.1. Data Reduction

Detrended data (debiased and flatfielded) are provided by
CFHT to the community through the Canadian Astronomical
Data Centre. The detrending is done using the Elixir pipeline
developed at CFHT. The pipeline also provides photometric zero
points and in most cases a reasonable first-order astrometric
solution.

The photometric calibrations are based on observations of
standard stars during the observing run. These zero points are
only valid under photometric conditions. We therefore examine
the magnitudes of a large number of objects in the images to
check the stability of the photometric zero point and scale the
images to the brightest image. Most data were taken under pho-
tometric conditions, and the corrections are found to be small.

The astrometric solutions provided by the Elixir pipeline are
more reliable for the more recent data, whereas a small fraction
of chips of the earliest observations require a significant revi-
sion of the initial astrometry. The provided astrometric solution,
however, is not accurate enough for the purpose of our study and
needs to be improved. This process is too time-consuming to
be done manually and is done using an additional pipeline. The
USNO-A2 (Monet et al. 1998) catalog could be used to refine
the astrometry, but the number density of sources is often too low
to warrant stable results. Instead, we retrieved a red image from
the second-generation Digital Sky Survey (POSS II; Reid et al.
1991) for each pointing. These observations have small geo-
metric distortions. The astrometry of the POSS II image is cali-
brated using the USNO-A2 catalog. SExtractor (Bertin & Armouts
1996) is used to generate a catalog of sources with accurate
astrometry, with a number density significantly higher than the
USNO-A2 catalog. In addition, the POSS 1II images have been
taken more recently, thus reducing the effects of proper motions
of the stars.

This new astrometric catalog is matched to each of the
MegaCam images. The exposures have been taken with different
offsets, in order to fill the gaps between the chips. We combine
the matched catalogs for each exposure into a master catalog,
which contains the average positions of the matched objects.
This master catalog is used to derive the final second-order as-
trometric solution for each chip. This procedure ensures that in
the overlapping area, the objects in each exposure are accurately
matched to the same position, which is crucial when stacking the
images for a weak lensing analysis: errors in the astrometry lead
to additional anisotropies in the images.

Tests show that the resulting astrometric solution for each
pointing is sufficiently accurate to stack all data into a large im-
age. However, in this case different chips can contribute to the
image at a given position. If the PSF properties “jump” between
chips, this gives rise to a complicated PSF anisotropy pattern.
Instead, we use only those regions of the sky that in the final
stacks were all observed by the same chip. This avoids compli-
cated behavior of the PSF, at the expense of losing approximately
20% of the survey area. In the future we plan to investigate in
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Fic. 1.—Layout of the observations of the W1 and W3 field. Each rectangle corresponds to one of the MegaCam chips. The dashed box indicates the planned size
of each of the two fields, 72 deg? for W1 and 49 deg? for W3. Currently, 19 deg? of W1 and 12 deg? of W3 have been observed.

more detail to what extent we can deal with the PSF on full mo-
saic images.

Before stacking the images, we identify stars on chip 22 (which
has the best image quality; see Fig. 2) and measure the FWHM
of the PSF and PSF anisotropy. If the seeing of some of the ex-
posures is significantly worse than the others, or if the images
show extreme PSF anisotropy, those images are discarded before
stacking the images. We stack each chip separately, using the
SWarp routine. The resulting images are cropped such that the
overlapping regions remain. These images are used in the weak
lensing analysis presented here. Typically, the stacked images
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consist of seven images, each with an integration time of 620 s,
but because of reasons described above, in a few cases we end up
with stacks of six images. The improvement in the PSF behavior
warrants the minor decrease in depth.

Figure 2 shows the seeing distribution (or PSF size) as mea-
sured from the stacked images. Figure 2a shows the distribution
for stars selected on chip 22, which typically has the best image
quality. For this particular chip we find a median seeing of 0"71.
Toward the edge of the field of view the image quality degrades
and a more accurate representation of the PSF size distribution is
presented in Figure 25, which shows a histogram of the distribution

0.9 - o o 7

0.8 - 0gt 0 -

seeing [']

0.7 Y -

0.6 -

opLb——v v e b
0 10 20 30

chip number

Fic. 2—(a) FWHM of stars measured from the stacked images of chip 22 for all pointings. This chip typically has the best image quality (see panel c).
(b) FWHM measured for all chips, providing a more accurate representation of the PSF size distribution. The arrows indicate the median seeing for both distribu-
tions. (c) The PSF size as a function of chip number for the best seeing image ( filled circles) and the worst seeing image (open squares). The camera consists of four
rows of nine chips each. The image quality is best in the center of the camera and degrades toward the edge, as is indicated by these measurements.
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based on all chips. In this case the median FWHM is 0776. We
note that recent changes to Megaprime have led to a significant im-
provement in image quality and a large reduction in PSF anisot-
ropy, thus reducing the level of systematics in future cosmic shear
measurements.

Nevertheless, the image quality in these early data is better
than 1” for all data used here. Figure 2¢ shows the PSF size as a
function of chip number for the best seeing image ( filled circles)
and worst seeing image (open squares). The camera consists of
four rows of nine chips, which results in the “periodic”” changes
in the seeing. In both cases the PSF size is best in the middle of
the camera and increases toward the edges.

3. WEAK LENSING ANALYSIS

The weak lensing analysis presented here is based on the
method proposed by Kaiser et al. (1995) and Luppino & Kaiser
(1997) with a number of modifications that are described in
Hoekstra et al. (1998, 2000). This particular method has been
tested in great detail (e.g., Hoekstra et al. 1998, 2002¢; Bacon
etal. 2001; Erben etal. 2001; Heymans et al. 2005) and is widely
used for cosmic shear studies. Several promising alternative
methods have been developed recently (e.g., Bernstein & Jarvis
2002; Refregier 2003), and tests are underway to ensure accurate
measurements of the lensing signal.

Although the Kaiser et al. (1995) method is not the ““ultimate”
technique to extract the lensing signal from the images, it has
proven to be one of the most accurate techniques currently avail-
able when tested on simulated data as part of the Shear TEsting
Program (STEP; Heymans et al. 2005). In this experiment, var-
ious weak lensing pipelines were used to measure the shear in
simulated images. The simulated data consisted of a series with
five different shears (constant across the images) and five differ-
ent (fairly realistic) PSFs, each introducing different systematics.
Hence, STEP provides a test of how one can correct for both PSF
anisotropy and the size of the PSF. However, the simulations do
not capture all details of real PSFs or imperfections introduced
by the stacking process. In this experiment, the Hoekstra et al.
(1998, 2000) implementation of the Kaiser et al. (1995) approach
was able to recover the lensing signal with an accuracy better
than 2%. This accuracy is sufficient for published cosmic shear
results and is acceptable for the results presented here, but we
note that improvements are likely needed when analyzing the
complete CFHTLS data set.

As mentioned earlier, we analyze the stacked images for each
chip individually. The first step in the analysis is the detection of
objects, for which we used hfindpeaks, the hierarchical peak-
finding algorithm from Kaiser et al. (1995). We select objects
that are detected with a significance greater than 5 o over the
local sky. In addition to the positions of the objects, the peak
finder also provides fair estimates of the object’s size. We use this
information to remove all objects smaller than the PSF. Inspec-
tion shows that these are either extremely faint objects or, more
relevant, spurious detections of diffraction spikes, etc. The re-
maining objects are analyzed in more detail, which yields esti-
mates for the size, apparent magnitude, and shape parameters
(polarization and polarizabilities). The apparent magnitudes are
corrected for galactic extinction using the results from Schlegel
et al. (1998).

The images were inspected by eye to mask out areas where the
shape measurements could be compromised. Potential sources
can be cosmetic, such as bleeding stars, halos, diffraction spikes,
but also astronomical, such as H 11 regions or spiral structure in
resolved galaxies. We separate the stars and galaxies on the ba-
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sis of their half-light radii. The galaxy shapes are corrected for
observational distortions as described below. The final, corrected
catalogs for each chip are combined into a large catalog for each
field.

For the weak lensing analysis we use only galaxies brighter
than i}, = 24.5, which leaves a sample of 9.7 x 10° galaxies in
the W1 field and 6.5 x 10° galaxies in the W3 field. The surveyed
area is ~22 deg?, resulting in an average galaxy number density
of ~20 galaxies arcmin—2. However, the shape measurement
errors are larger for faint, small galaxies. Therefore, these galax-
ies should be given less weight for an optimal estimate of the lens-
ing signal (Hoekstra et al. 2000).

Instead it is more convenient to define an effective number
density of galaxies ney, which is related directly to the mea-
surement error in the shear for an area of 1 arcmin?, which is
the relevant quantity. Hubble Space Telescope observations indi-
cate that for well-resolved galaxies the intrinsic shapes of galax-
ies results in a dispersion (+?) 203 (Hoekstra et al. 2000). If
all galaxies were measured “perfectly,” the error in the shear
measurement would be given by o, = 0.3/(nex) 2 For the
CFHTLS data this yields an effective number density of ~12
galaxies arcmin 2.

3.1. Correction for PSF Effects

The observed shapes of the galaxies cannot be used to mea-
sure the lensing signal, because observational distortions have
significantly altered their shapes in a systematic fashion: PSF an-
isotropy introduces coherent alignments in the galaxy shapes and
the seeing circularizes the images. The key to an accurate measure-
ment of the weak lensing signal lies in the adequate correction
for these systematic effects. As mentioned above, our pipeline has
been tested extensively (e.g., Hoekstra et al. 2002¢; Heymans
et al. 2005) and has been shown to be able to recover the weak
lensing shear with an accuracy of ~2%.

The first step in this procedure is the identification of a sam-
ple of moderately bright stars that can be used to quantify the
properties of the PSF (anisotropy and size). The pattern of PSF
anisotropy changes from observation to observation, although
we found that the Megacam PSF is relatively stable, in partic-
ular when compared to the previous CFH 12k camera (e.g.,
Hoekstra 2004). The PSF anisotropy also varies across the field
of view, and this spatial variation is captured by fitting a second-
order polynomial to the shape parameters of the stars for each
chip.

We found that a second-order polynomial provided an ex-
cellent fit to the data. Note that the choice of model depends on
the properties of the camera. For instance, van Waerbeke et al.
(2005) used rational functions (as suggested by Hoekstra 2004)
to describe the pattern of the CFH 12k camera. We intend to
improve our characterization following the procedure developed
by Jarvis & Jain (2005), which combines information from a
series of exposures, effectively resulting in a denser sampling of
the PSF variation.

A typical example of the PSF anisotropy as a function of
position across the Megacam mosaic is presented in Figure 3. To
show the spatial variation in more detail, we have subtracted the
mean anisotropy across the field. The resulting pattern is coher-
ent across the field, even though the fits were obtained from in-
dividual chips.

Having quantified the PSF anisotropy and its spatial varia-
tion, we can undo its effect following Kaiser et al. (1995) and
Hoekstra et al. (1998). The same stars used to study the PSF an-
isotropy are also used to correct for the diluting effect of seeing,
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Fia. 3.—Typical example of the PSF anisotropy as a function of position for a
stacked Megacam image. The sticks indicate the direction of the major axis of the
PSF, and the length is proportional to the observed ellipticity of the PSF. In order to
show the higher order spatial dependence of the anisotropy, we have subtracted the
average ellipticity. The direction of the average PSF anisotropy is indicated in the top
right box, and the amplitude is indicated as well. Although the PSF anisotropy is de-
termined for individual chips, the figure clearly shows a large-scale coherent pattern.

as described in Luppino & Kaiser (1997) and Hoekstra et al.
(1998).

4. MEASUREMENTS

To quantify the lensing signal, we measure the ellipticity (or
shear) correlation functions from the galaxy shape catalogs. These
correlation functions, in turn, can be related to the various two-
point statistics that are commonly used in the literature. The use
of the ellipticity correlation functions also allow for the separa-
tion of the signal into E-mode (gradient) and B-mode (curl ) compo-
nents. Gravitational lensing arises from a gravitational potential,
and it is therefore expected that the lensing signal is curl-free.
We note that Schneider et al. (2002b) showed that source clus-
tering gives rise to small-amplitude B modes. The level of the
latter B modes is much smaller than the B modes expected from
systematics in the current analysis. Therefore, the amplitude of
the observed B mode provides a measure of residual systematics.

In § 5 we briefly discuss how one of these observable two-
point statistics relates to the matter power spectrum and cosmol-
ogy. For more detailed discussions we refer to Schneider et al.
(1998) and Bartelmann & Schneider (2001).

The two ellipticity correlation functions that are measured are

Ny
Do Wi, i) e, 1 (%)

5[[(9) = Z,N; wow; (1)
and
£.(0) = ZIN, Win'}]/\Zi(xi)"Ynj(xj)’ 2)

i,j WiWj
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where 6 = |x; — x;|; 7 and 7, are the tangential and 45° rotated
shear in the frame defined by the line connecting the pair of
galaxies. The weights w; are proportional to the inverse square
of the uncertainty in the shear (Hoekstra et al. 2000). For the
following, it is more useful to consider

£x(0) = §u(0) £ &), 3)

i.e., the sum and the difference of the two observed correlation
functions. As shown by Crittenden et al. (2002), one can derive
E- and B-mode correlation functions by integrating &, (¢) and
£_(6) with an appropriate window function

&) -0

£0) +¢£.0)
2 2

o = and £°(0) = )

where
o ~ g 4y
co-co+s | Few-ve [ Feon ©

Evaluating the latter equation requires knowledge of the ellip-
ticity correlation function £_ out to infinity. However, as shown
in Schneider et al. (2002b), the expressions for £z and £ can also
be expressed as

REORA0

and £8(0) = 5

(6)

- EOHE0

where

gy gy
£.0)=¢.(0)+4 /0 g&(«?)—lwz /0 W&(ﬂ). (7)

In this case, we need to know &, to arbitrarily small radii. In
practice, we know & only to some minimum radius 6y,i,. Pro-
vided Oy is small, we can approximate ¢ to be constant for
0 < Omin. As aresult, the correction to the correlation functions is
also a constant. As discussed below, the measurement of the B
mode of the aperture mass statistic allows us to identify the range
of scales where the observed B mode vanishes. We use this range
to estimate the correction to the correlation functions such that
(&p) vanishes.

We also present results for other frequently used two-point
statistics, namely, the aperture mass variance (Mazp)(ﬁ) and the
top-hat smoothed variance (7?)(6). Of these statistics, the aper-
ture mass is of some particular interest, because only for this case
are the £ and B modes uniquely defined, whereas the decompo-
sitions of the shear correlation function and the top-hat variance
in E and B modes are defined up to a constant (Crittenden et al.
2002; Pen et al. 2002). The aperture mass is defined as

mw:Adwwmm, (8)

where  is the dimensionless surface density or convergence.
Provided U(?) is a compensated filter (i.e., a filter such that a
constant surface density within the aperture yields (M,,) = 0),
the aperture mass can be expressed in terms of the observable
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Fi6. 4—(a) E- and B-mode shear correlation functions ( filled and open points, respectively) measured from ~22 deg? of i’ data from the CFHT Legacy Survey.
The error bars only indicate the statistical errors determined for the combined signal from the data from W1 and W3 fields. (b) E- and B-mode measurements for the
aperture mass statistic. Note that the B mode is consistent with zero on all scales. (¢) Same as above, but now for the top-hat variance.

tangential shear ; using a different filter function Q(¢) [which
is a function of U(V)],

0
M®) = [ o0, )
We use the filter function suggested by Schneider etal. (1998):

9 P\ (1 &
Vo) =5 (1 72) (572) (10)
for § < 4, and 0 elsewhere. The corresponding Q(6) is given by
6 (¥? 92

o0~ () (1- %) (1)

for # <4, and 0 elsewhere. The E- and B-mode aperture
masses are computed from the ellipticity correlation functions
using

w20 =; [ [eor.(5) +eor(3)]. 2

and
[w)n (%) s (3)} 1)

The T (x) vanish for x > 2, so that (pr> can be obtained di-
rectly from the observable ellipticity correlation functions over
a finite interval. Expressions for 7 (x) can be found in Crittenden
et al. (2002) and Schneider et al. (2002b). Similarly, the top-hat
variance (72) can be expressed in terms of the ellipticity corre-
lation functions, but with different weight functions:

did 9 9
(P s®) = | Teﬁ{mm <5) €S- <5>} (14)

1 [dod
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where S (x) vanish for x > 2 and the expressions for x <2
can be found in Schneider et al. (2002a).

4.1. Lensing Signal

The results for the various two-point statistics are presented
in Figure 4. The filled points in Figure 44 indicate the observed
E-mode shear correlation function as a function of angular scale.
The error bars indicate only the statistical uncertainty in the mea-
sured signal and ignore any contribution from cosmic variance
that is present in the £-mode signal. However, when estimating
cosmological parameters, as discussed in § 5, we include esti-
mates for cosmic variance. The open points correspond to the
B mode. The signal presented in Figure 4 is based on the 22 deg?
of data for the W1 and W3 fields.

As mentioned previously, in order to separate the signal into £
and B modes, we have to define a zero-point for the B mode for
the shear correlation function and top-hat variance. On the basis
of the absence of B modes in the observed aperture mass vari-
ance, shown in Figure 4b, the correlation function in Figure 4a
has been adjusted such that the mean B mode is zero on scales
larger than 10'.

Figure 4c shows the top-hat variance (y?) as a function of
scale. All three statistics have been used in the past to estimate
cosmological parameters, and each has its own distinct advan-
tage and disadvantage. For instance, the aperture mass provides
an absolute calibration of the B mode but is most sensitive to
the matter power spectrum on small scales. To probe the largest
scales available in the surveyed area, we chose to use the top-hat
variance for our estimates of cosmological parameters, presented
ing§5.

The results presented in Figure 4 combine the measurements
of the W1 and W3 fields. However, it is useful to compare the
signals obtained from the individual fields as well, to check for
consistency. The aperture mass variances for the two fields are
shown in the upper panel of Figure 5. The solid points corre-
spond to W1, whereas the open points are for W3. For reference
we also show the results from van Waerbeke et al. (2005), in-
dicated by the shaded region. The latter uses a similar range in
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Fic. 5—Top: Aperture mass variance determined from W1 ( filled circles)
and W3 (open circles) separately. For reference, the shaded region indicates
the 1 o area around the measurement from the VIRMOS-Descart survey (van
Waerbeke et al. 2005), which is of similar depth. The W1 measurements agree
well with the latter, but the W3 signal is somewhat lower. On large scales
(beyond 10’) the agreement between all three measurements is excellent. Note,
however, that the error bars do not include cosmic variance. Bottom: Aperture
mass B mode for all three measurements, which are all consistent with no
signal.

apparent magnitude, although the filter is different (Ic vs. i’ used
here). Despite this difference, the amplitude should be compa-
rable to our measurements. On scales beyond 10/, all three mea-
surements are in good agreement, but on small scales, the results
from W3 appear lower than expected. The origin of this discrep-
ancy is not clear, and increasing the surveyed area for this field
might provide a better understanding. The lower panel of Fig-
ure 5 shows the corresponding B modes, which are all consistent
with zero on all scales.

This paper presents the first CFHTLS results using one of two
reduction and analysis pipelines. An independent analysis was
performed by the Paris group, and for reference we also show a
comparison with their preliminary results in Figure 6. A detailed
discussion of this alternative analysis will be presented in L. Fu
etal. (2006, in preparation). The top panels in Figure 6 show the
aperture mass variance for the W1 and W3 fields. The points
correspond to the results from the analysis presented in this paper.
The shaded regions indicate the 1 ¢ area around the measure-
ments from the Paris pipeline (L. Fu et al. 2006, in preparation).
The lower panels show the corresponding measurements of the
B-mode signals. The results from the two pipelines agree very
well. We note, however, that the Paris results are based on con-
servatively masked images, resulting in a smaller effective sur-
vey area than the one presented in this paper.

4.2. Tests for Residual Systematics

The absence of a significant B mode is very encouraging.
However, by itself it cannot guarantee that the results are free of
systematics (the presence of a B mode provides strong evidence
for residual systematics, but the converse is not true). Fortu-
nately, several other tests can be performed as well. These tests
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essentially provide additional checks on the correction for PSF
anisotropy, and we present results in this section.

If the correction for the size of the PSF (i.e., seeing) is im-
perfect, this can result in calibration biases (e.g., Hirata & Seljak
2003). Unfortunately, there is no good test of this correction,
based on the data alone. Instead, one needs to rely on a compar-
ison with simulated data sets, such as STEP (Heymans et al.
2005). As mentioned above, the results of the latter experiment
suggest that we can recover the shear to better than 2%. We as-
sume a systematic error of this magnitude when estimating cos-
mological parameters.

Depending on the set of cosmological parameters one is in-
terested in, one can marginalize over the uncertainty in this
correction, with little loss in accuracy (Ishak et al. 2004). This
approach, however, may fail when studying the effect of massive
neutrinos (e.g., Abazajian & Dodelson 2003). However, such an
approach does not take into account the variable bias that might
arise from pointing to pointing seeing variations. Fortunately, as
shown in Vale etal. (2004), the signal is not affected significantly
by small variations in calibration errors, thus reducing the com-
plexity of the problem for current data sets.

As was shown in Hoekstra (2004) and van Waerbeke et al.
(2005) the PSF anisotropy leads to a systematic signal that can
have different £ and B modes. In these studies, the systematic
B mode was ~3 times lower than the systematic £ mode. Further-
more, the source of an imperfect correction for PSF anisotropy can
be twofold. First of all, the correction method itself might intro-
duce errors. This has been studied in great detail (e.g., Hoekstra
etal. 1998; Heymans et al. 2005), demonstrating that the correc-
tion scheme used here is sufficiently accurate. Second, as pointed
out in Hoekstra (2004), an incorrect model for the spatial vari-
ation of the PSF anisotropy can lead to considerable errors.

Recently, Jarvis & Jain (2005) have presented an interesting
way to improve the PSF model using the large number of expo-
sures taken in a weak lensing survey. They analyze the PSF varia-
tion using a principal component analysis to identify the dominant
PSF anisotropy patterns. Under the assumption that only a few pa-
rameters are needed to describe most of the variation, this ap-
proach allows for a much more detailed modeling of the PSF. We
plan to implement this method for future analyses of the CFHTLS
data.

We can test both of these potential points of failure. The ac-
curacy of the model describing the spatial variation of the PSF
anisotropy can be examined by correcting the measured shapes
of the stars and computing the aperture mass variance of the re-
siduals. In this case, any residual signal is caused by imperfec-
tions of the model (Hoekstra 2004). Figure 7 shows the results of
this test. For reference, the upper panel shows the aperture mass
variance of the stars before correction for PSF anisotropy. The
E (filled circle) and B modes (stars) are very similar on scales
<10/, but on larger scales the £ mode is significantly larger. Given
that this signal is larger than the cosmic shear signal on scales
larger than 10/, this figure clearly demonstrates the importance of
a careful correction for PSF anisotropy.

The bottom panel of Figure 7 shows the aperture mass vari-
ance using the residual shapes of stars after they have been cor-
rected for PSF anisotropy. The E and B modes are indistinguishable
on all scales. The results indicate that the adopted PSF model is
inaccurate on scales between 4’ and 20’. Note, however, that the
level of the residuals is about a factor of 30 smaller than the cos-
mic shear signal. Although there is clearly room for improvement
regarding the modeling of the spatial variation of the PSF, the
results presented in Figure 7 suggest that this is not a dominant
source of error in our current analysis.
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Fic. 6.—(a, b) Aperture mass variance from the W1 and W3 fields, respectively. The points correspond to the results presented here. The shaded regions indicate
the 1 o area around the measurements from the Paris pipeline (L. Fu et al. 2006, in preparation). (¢, d) The aperture mass B-mode signal for the W1 and W3 fields.
The results from the two pipelines agree very well. Note that the Paris results are based on a smaller survey area than the one presented in this paper.

The next step is to examine how well the shapes of the back-
ground galaxies have been corrected. The amount of residual
systematics left in the weak lensing signal due to imperfect PSF
correction can be estimated from the correlation between the un-
corrected stars and the corrected galaxies. Bacon et al. (2003)
and Heymans (2003) defined a useful estimator

w \2
{en”
(erer)’

—

gsys = (15)

where e* is the ellipticity of the stars before PSF correction and
«v is the shear estimate of the galaxies. The estimator is con-
veniently normalized by the star ellipticity autocorrelation func-
tion, which allows for a direct comparison to the lensing signal
{(¥(r)¥( + r)). Note that this estimator is sensitive to imperfec-
tions in the model for PSF anisotropy and imperfections in the
correction scheme itself.

The points in Figure 8 correspond to the resulting value for
&ys as a function of scale. The indicated error bars are those of
the shear correlation function and are displayed to show the level
of systematics with respect to the 1 o statistical error in the lens-
ing signal. The shaded region corresponds to the 1o region
around the observed shear correlation itself, which is an order of

magnitude larger than &ys. These results demonstrate that the sig-
nal presented in Figure 4 is not significantly affected by systemat-
ics and can be used to provide reliable constraints on cosmological
parameters. Note, however, that as the CFHTLS progresses, the
level of residual systematics needs to be reduced.

5. COSMOLOGICAL PARAMETERS

The observed two-point statistics can be related to the matter
power spectrum Pg(k), which depends on a range of cosmo-
logical parameters. For the study presented here, the most rele-
vant parameters are the matter density €, and the normalization
og. In the case of cosmic shear, some of the dependence on
cosmology also enters through the angular diameter distances to
the sources.

5.1. Method

As discussed above, in order to probe the largest scales available
in the surveyed area, we choose to use the top-hat variance (v?),
which can be expressed in terms of the power spectrum through

(*)(0) =2 / S P.(l)

0

(16)
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Fic. 7.—Top: Aperture mass variance computed from the uncorrected shapes of
the stars. The E ( filled circles) and B modes (stars) are very similar on scales <10/,
but on larger scales the £ mode is larger. Bottom: The aperture mass using the
residual shapes of stars after correcting for PSF anisotropy. The E and B modes are
indistinguishable on all scales. The results suggest that the adopted PSF model is
inadequate on scales between 4’ and 20'. Note, however, that the lensing signal on
these scales is ~30 times larger than the residuals presented here.

where 6 is the radius of the aperture used to compute the vari-
ance, and J; is the first Bessel function of the first kind. The
function P,(/) is not the power spectrum itself, but the con-
vergence power spectrum, defined as

COHIE [ [ -
=280 [ ] P ) 00

where w is the radial (comoving) coordinate, wy corresponds to
the horizon, a(w) is the cosmic scale factor (normalizedtoa = 1
today), and fx(w) is the comoving angular diameter distance.
Note that fx(w) = w for the adopted flat geometry; W (w) is the
source-averaged ratio of angular diameter distances D;;/D; for a
redshift distribution of sources n(w):

W(w) = / dw’n(w’)%‘ (18)

Hence, it is important to know the redshift distribution of the
sources, in order to relate the observed lensing signal to P,(/)
and consequently, cosmological parameters.

For our selection of background galaxies (21.5 < i’ < 24.5),
the redshift distribution should be very similar to the one used
by van Waerbeke et al. (2005) in their analysis of the VIRMOS-
Descart data. Currently, only i’ images have been processed, but
as the survey progresses photometric redshifts for the sources
will be determined, which greatly enhances our ability to constrain
the cosmology, and to minimize the uncertainty in the source
redshift distribution.

Unfortunately, the current observational constraints on the
redshift distribution are still limited, although a number of red-
shift surveys are targeting the faint galaxies and redshift range
used for weak lensing (e.g., DEEP2: Davis et al. 2003; VVDS:
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Fic. 8—Points with error bars show the residual systematics correlation
function &ys as defined in the text. The indicated error bars are those of the shear
correlation function and are displayed to show the level of systematics with
respect to the 1 o statistical error. The shaded region corresponds to the 1 o re-
gion around the observed shear correlation itself, which is an order of magnitude
larger than &ys.

Le Fevre et al. 2004). For the analysis here, the best information
on the source redshifts comes from photometric redshift studies
of the Hubble Deep Fields (HDFs; Fernandez-Soto et al. 1999).
It is convenient to parameterize the redshift distribution using
(e.g., Efstathiou et al. 1991; Brainerd et al. 1996)

"<Z>=M(i)a“p{—<iﬂ~ 09)

The best-fit parameters are obtained from a least-squares fit
to the photometric redshift distribution, taking into account the
adopted weights for the shape measurements of the sources (see
the discussion in § 4). The weight is predominantly a function of
apparent magnitude, and the average value is shown in Figure 9.
As fainter galaxies are, on average, at higher redshift, such a
weighting scheme will modify the true source redshift distribution
into an “effective” one. To compute the best-fit parameters, we
use the Poisson errors in the counts as a function of redshift, thus
ignoring field-to-field variation in the HDF redshift distributions.

The solid histogram in Figure 10 shows the effective source
redshift distribution. Comparison with the dashed histogram
(which corresponds to the unweighted case) shows that the
weighting scheme slightly lowers the mean source redshift. The
smooth curve corresponds to the best-fit redshift distribution,
which has parameters « = 1.35, = 1.654, and z; = 0.668.
This corresponds to a mean source redshift of (z) = 0.76. To
quantify the uncertainties in the source redshift distribution, we
keep o and (3 fixed but vary z, to identify the 68% and 95%
confidence intervals. This yields z, € [0.632, 0.703] with 68%
confidence and z;€[0.613, 0.721] with 95% confidence. We
marginalize over the latter interval when estimating the cos-
mological parameters.

The scales probed by the measurements are affected signifi-
cantly by the nonlinear growth of structure. As shown by Jain &
Seljak (1997) and Schneider et al. (1998), we cannot use the
linear power spectrum, but it is necessary to use the nonlinear
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Fic. 9.—Average weight per galaxy as a function of apparent i’-magnitude.
Note that the weights are not normalized.

power spectrum. Two different approaches to calculate the non-
linear power spectrum have been proposed, and we present re-
sults for both. The first is based on the scaling formula suggested
by Hamilton et al. (1991), which was extended to a wider range
of cosmologies by Peacock & Dodds (1996). Peacock & Dodds
(1996) provide a prescription to compute the power spectrum,
using a fitting formula that is calibrated using numerical simu-
lations. More recently, Smith et al. (2003) suggested an approach
based on the halo model to better capture the breakdown of the
stable clustering assumption in the Peacock & Dodds (1996)
prescription. We note that both prescriptions are based on rela-
tively small numbers of numerical simulations and that their ac-
curacy is limited. Comparison with recent numerical simulations
suggest that they are accurate to ~5%; this number depends on
the region of parameter space that is probed and larger errors can
occur (M. White 2005, private communication).

5.2. Constraints on §),, and og

Cosmological parameters are estimated by comparing the
predicted signal m; to the observed top-hat variance d; as a func-
tion of scale 6;. We consider cold dark matter (CDM) models
with a flat geometry (i.e., 2, + 24 = 1). We vary the parame-
ters of the model, focusing on constraining the matter density £,
and the normalization og. For these parameters we limit the cal-
culations to €,,€[0, 1] and 55€[0.5, 1.2].

As discussed above, we vary the source redshift distribution
through z; = €[0.613, 0.721], assuming a flat prior. Further-
more, the signal depends somewhat on the value for the Hubble
parameter, for which we use 2€[0.6, 0.8] as motivated by the
findings of the Hubble Space Telescope Key Project (Freedman
etal. 2001). In § 5.1 we also consider wy, the dark energy equa-
tion of state. The maximum likelihood function is given by

1 _
£ g 0| e | @0)
™

Here C~! is the covariance matrix. C can be decomposed as
C = C, + C,, where C, is the statistical noise and C; the cos-

Fic. 10.—Effective redshift distribution of galaxies with 21.5 < [xg < 24.5
determined from the HDF-N and HDF-S. The error bars are the Poisson errors
from the finite number of galaxies in each bin (note that these do not include
cosmic variance). The smooth solid curve represents the best-fit model with a
mean source redshift of (z) = 0.81. The dashed histogram corresponds to the
redshift distribution when the adopted weighting scheme is not taken into
account.

mic variance covariance matrix. The matrix C, is computed
according to Schneider et al. (2002a) for our fiducial ACDM
cosmology, assuming an effective survey area of 13.5 deg?
for the CFHTLS W1 and 8.5 deg? for W3, a number density
of galaxies ng, = 12 arcmin~2, and an intrinsic ellipticity dis-
persion of o, = 0.3 per component. At large scales our cosmic
variance estimate is very robust (as we are in or approaching the
linear regime). The estimate is less accurate on the smallest
scales (it really requires numerical simulations to improve the
estimate). The top-hat variance, however, probes a large range
of scales, and as a result the measurements are highly corre-
lated. Consequently, the limitations of our approach are not as
severe compared to other statistics. To test this, we found that
removing the smallest scale measurements does not change our
estimates of the cosmological parameters, but it does degrade
the breaking of the degeneracy between 2, and og.

Figure 11 shows the joint constraints on 2, og using the
Smith et al. (2003) model for the nonlinear power spectrum.
Formally, the best-fit values are €2,, = 0.225 and og = 1.0, but
since these two parameters are highly degenerate, the best-fit
value has little meaning. Instead, for reference with other cosmic
shear studies, we estimate the value of og for a fiducial matter
density of €2, = 0.3. For the Peacock & Dodds (1996) model,
we obtain a value of og = 0.88 & 0.06 (68% confidence). The
error includes the statistical errors, cosmic variance, and cali-
bration errors. For the Smith et al. (2003) model we obtain a
slightly lower value of o3 = 0.85 & 0.06. For 2, < 0.4, the
degeneracy between the two parameters is well described by
08 X Q;O'ﬁ. The estimates for og based on the W1 and W3 sep-
arately also agree well. For Q,, = 0.3, we find oy = 0.87 4 0.07
for W1 and g = 0.75 £+ 0.12 for W3.

These estimates are in excellent agreement with published
cosmic shear results from other large surveys. Van Waerbeke et al.
(2005) list a value of og = 0.83 + 0.07 based on the VIRMOS-
Descart survey. Hoekstra et al. (2002b) obtained o = 0.867054
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Fig. 11.—Joint constraints on €2,, and og from the CFHTLS Wide data using
the Smith et al. (2003) model for the nonlinear power spectrum. The contours
indicate the 68.3%, 95.4%, and 99.7% confidence limits on two parameters
jointly. We marginalized over the Hubble parameter and source redshift dis-
tribution as described in the text. [See the electronic edition of the Journal for a
color version of this figure.]

from the RCS. Jarvis et al. (2006) found og = 0.81115 (95%
confidence) from the CTIO lensing survey. The constraints ob-
tained here also agree well with those derived from the CFHTLS
Deep survey, and a detailed comparison, including combined
constraints with our measurements, are presented in Semboloni
et al. (2005).

-15
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5.3. Constraints on Dark Enerqgy

One of the major goals of the CFHTLS is the measurement of
the equation of state of dark energy. The current lack of (pho-
tometric) redshift information seriously limits the accuracy of
such a measurement. Given the current limitations of the data,
we choose a simple model with a constant equation of state:

p = wop- (1)

The left panel in Figure 12 shows the joint constraints on
2, and wy based on the measurements of the lensing signal from
the W1 and W3 fields. We marginalized over og€0.7, 1.0],
he[0.6,0.8] and the source redshift distribution as described
above and considered the range of —2 < wy < 0. To obtain these
results we used the Peacock & Dodds (1996) fitting formula to
obtain the nonlinear power spectrum. We emphasize that there is
not yet a reliable analytical fit to the nonlinear dark matter power
spectrum available for nontrivial dark energy models. In partic-
ular, the halo model proposed in Smith et al. (2004) cannot pro-
vide an accurate description of the wy # —1 models because the
power spectrum does not depend on wy at z = 0. We know that a
change in wy should affect the background and therefore the
change in structure clustering, which Smith et al. (2004) do not
take into account. McDonald et al. (2005) have recently extended
the halo model to smaller scales for wy # —1 dark energy mod-
els. We will present a detailed dark energy measurement in a
subsequent work, taking into account new model fitting to nu-
merical simulations, and the CFHTLS Type Ia supernova con-
straints (L. van Waerbeke et al. 2006, in preparation).

Although we currently lack photometric redshift information,
the measurements of the Deep fields presented by Semboloni
etal. (2005) probe the matter power spectrum at a slightly higher
mean redshift, compared to the measurements presented here.
Hence, we can improve our constraints on wy by combining our
results to those obtained from the Deep survey (Semboloni et al.

(b)

Fi6. 12.—(a) Dark energy constraints using the measurements from the W1 and W3 fields. The contours indicate the 68.3%, 95.4%, and 99.7% confidence limits
on two parameters jointly. We marginalized over og€[0.7, 1.0], #€[0.6, 0.8], and the source redshift distribution as described in the text. (b) Results when the
measurements from the Deep component (Semboloni et al. 2005) are included. We used the Peacock & Dodds (1996) prescription for the nonlinear power spectrum.

[See the electronic edition of the Journal for a color version of this figure.]
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2005). We stress that this should be considered a consistency
check rather than a complete dark energy analysis. The result of
this analysis is presented in the right panel of Figure 12, which
gives wy < —0.8 with 68% confidence.

6. CONCLUSIONS

We have presented the first cosmic shear analysis based on
~22 deg? (31 pointings) of deep i’ imaging data from the CFHT
Legacy Survey. These observations cover parts of two of three
survey fields and already provide a significant increase in area
compared to previous work. These early data show a strong var-
iation of the PSF over the field of view. We note that recent
changes to Megaprime have led to a significant reduction in PSF
anisotropy. Nevertheless, our early results are very encouraging
as we do not detect a significant B mode, suggesting that the
derived lensing signal is free of systematics at the current level of
accuracy. Comparison with an independent pipeline (L. Fu et al.
2006, in preparation) shows good agreement and demonstrates
that the signal can be recovered robustly.

We assume a CDM model with a flat geometry and derive
joint constraints on the matter density (2, and the normalization
of the matter power spectrum og, while marginalizing over the
Hubble parameter and the source redshift distribution. We con-
sider two models to calculate the nonlinear power spectrum. For
a fiducial matter density of 2,, = 0.3 we find g = 0.88 + 0.06
for the Peacock & Dodds (1996) model. Similarly, we obtain a
value of oy = 0.85 £ 0.06 using the Smith etal. (2003) approach.
These estimates are in excellent agreement with previous studies
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(Hoekstra et al. 2002b; Jarvis et al. 2006; van Waerbeke et al.
2005).

In the coming years we expect to image a total ~140 deg?
in five filters, allowing us to include photometric redshift in-
formation for the source galaxies. This will greatly enhance our
ability to constrain cosmological parameters, most notably the
equation of state of the dark energy (see, e.g., forecasts in Tereno
et al. 2005). The measurements from Semboloni et al. (2005),
based on the Deep component of the CFHTLS, probe a higher
mean source redshift, thus providing crude redshift leverage. When
combining our results with the measurements from Semboloni et al.
(2005), we find wy < —0.8 (68% confidence) based on cosmic
shear measurements alone.
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ABSTRACT

Context. Dark energy can be investigated in two complementary wayscdnsidering either general parameterizations or phijgica
well-defined models. This article follows the second routel axplores the observational constraints on quintesseromels where the
acceleration of our universe is driven by a slow-rollinglacéield. The analysis focuses on cosmic shear, combindutyfite la supernovae
data and cosmic microwave background observations.

Aims. This article examines how weak lensing surveys can consttaik energy, how they complement supernovae data to lifteso
degeneracies and addresses some issues regarding ta&dinsidue to the lack of knowledge concerning the non-tinegime.

Methods. Using a Boltzmann code that includes quintessence modelshencomputation of weak lensing observables, we deterthiee
shear power spectrum and several two-point statisticsndhdinear regime is described by twdférent mappings. The likelihood analysis is
based on a grid method. The data include the “gold set” ofreigpae la, the WMAP-1 year data and the VIRMOS-Descart andTWS-deep
and -wide data for weak lensing. This is the first analysisigiitenergy motivated dark energy models that uses wealnlpdata. We explore
larger angular scales, using a synthetic realization o€timplete CFHTLS-wide survey as well as next space-basesiangsurveys.
Results. Two classes of cosmological parameters are discuspéitiose accounting for quintessendéeat mainly geometrical factorss)
cosmological parameters specifying the primordial ursgestrongly depend on the description of the non-lineantegirhis dependence is
addressed using wide surveys, by discarding the smallari@ngcales to reduce the dependence on the non-linearee§ipecial care is
payed to the comparison of these physical models with paeairations of the equation of state. For a flat universe aatessence inverse
power law potential with slope, we obtaine < 1 andQqe = 0.757333 at 95% confidence level, whereas= 228, Qqo = 0.747253 when
including supergravity corrections.

Key words. Gravitational lensing. Cosmology: theory — cosmologiaaigmeters. Methods — data analysis.

1. Introduction

Cosmological observations provide increasing compeking
idences that the expansion of the universe is accelerating

Send offprint requests to: carlo.schimd@cea. fr and that the cosmic history of the universe seems today

joint project of CFHT and CEMAPNIA, at the Canada-France-
Hawaii Telescope (CFHT) which is operated by the NationaldRech
Council (NRC) of Canada, the Institut National des Sciendes
I'Univers of the Centre National de la Recherche Scientdi(@NRS)

* Based on observations obtained with MegaPfMegaCam, a yominated by another component than its matter and radi-
ation content (see e.g. Peebles & Ratra 2003; Carroll 2001,
Padmanabhan 2003; Peter & Uzan 2005, chap. 12 for reviews
and references therein). If so, one of the most challengmsggi

of France, and the University of Hawaii. This work is basegant on  Of fundamental physics is to understand the cause of theacc
data products produced at TERAPIX and the Canadian Astrgno@ration, a question often referred to as the nature otithe
Data Centre as part of the Canada-France-Hawaii Telescegacy energy. Various solutions, from the introduction of a new type
Survey, a collaborative project of NRC and CNRS. of matter to a modification of general relativity to describe
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gravitation interaction, have been considered. A clasgifia physics (see e.g. Linder & Huterer 2005). Because the refult
of these models with some relevant observational testeémat the analysis will necessarily have some amount of paraineter
help to distinguish between each class from their undaglyization dependence (Basset et al. 2002), choosing the gukcifi
new physics is discussed in Uzan (2004) and Uzan, Aghaniinysical model strategy seems preferable to break degenera
& Mellier (2004). cies. In particular, it enables to compute without any amibyg
Dark energy appears in the Friedmann equations througleir signature both in low and high redshift surveys, sugh a
its effective density and pressure. Data are usually interpretdte cosmic microwave background (CMB). The increasingly
assuming the validity of the Copernician principle (so it flourishing number of models hampers to provide a compre-
dynamics of spacetime is completely described by a sindiensive set of unambiguous predictions to constrain physic
function, the scale factar) and the validity of Einstein equa- models one by one with present-day observations, but there a
tions (and thus the standard Friedmann equations), sohtbatdtill several benefits in exploring dark energy this way, am-p
density and pressure of the dark energy component are tiedlar when weak lensing surveys are used together with CMB
fined by pge = (3/87G)(H? + K/a®) — pm — pr and Pge = observations. This is deeply related to the evolution ok @ar
(~1/87G)(a/a + H? + K/a®), whereH = a/a is the Hubble ergy properties and the growth rate of structure with loako
parameter and a dot refers to a derivative with respect to tivae, as discussed below.
cosmic time, whileo,, andp, are the density of pressureless At low redshift, w sufices to get observable that are
matter and radiation, respectively. It follows that the &tipn all functions of H(z) (see for example Peebles 1993;
of state of the dark energy corresponds to Peter & Uzan 2005). This is the case of all background
quantities (e.g. luminosity distance, angular distanoekA
3Qaew = —1+Qx + 2, @ back time, etc.) as well as of the linear growth factor of
whereq = —aa/a® is the deceleration parameter afig = density perturbations. It follows that the equation of etat
—K/a?H?. From this point of viewy characterizes the dynam-encodes all relevant information, provided the amplitude
ics of the cosmic expansion. More precisely, it paramegsrizof the power spectrum is calibrated by adding a new pa-
the deviation,H(z) — H(z), between the Hubble function oframeter,og, the variance of the density perturbation on a
the observed Universé&(z), and that predicted for a universescale of 8! Mpc (see e.g. Benabed & Bernardeau 2001;

filled only with pressureless matter and ragiatiﬁ?(z). Itis Benabed & van Waerbeke 2003; Doran et al. 2000).
therefore equivalent to specify(z) or H(z) — H(z). However, However, as far as weak lensing is concerned,
when general relativity is assumed to describe gravitye- it was shown (Benabed & van Waerbeke 2003;

duces taPge/pde SO that, in addition to the deviation frofz), Benabed & Bernardeau 2001) that, for a fixed redshift of
it also gives some insight on the properties of dark energg (¢he sources, the modification of the growth factor in thedme
e.g. Martin, Schimd & Uzan (2005) for a case in whiclloes regime was degenerate with the normalization factor. Hence
not reduce t the equation of state of a matter component). normalizing on the CMB avoids this problem, and at the same
Although dfective equation of state derived from obsetime it is important to describe the non-linear regime. The
vations is a key empirical information on the rough nature ose of CMB together with weak lensing data is therefore a
dark energy, a detailed description of its properties detsariogical way to constrain specified theoretical models, Inelyo
more thoughtful data interpretation. For example, all gesim the description by an empirical equation of state.
cal observables rely on the integration of the Hubble patame At higher redshift, and in particular to relate the ampléud
hence on a double integration of the equation of stgtthat of the matter density power spectrum to the one of the primor-
eventually dilutes or totally washes out its possible rétidie- dial power spectrum, one would need to include a description
pendence. Ifv is close to-1, as observations tend to indicateof the evolution of the perturbations of dark energy. In joart
thenitis in general diicult to demonstrate by geometrical testfar, this @fect becomes increasingly importantaapproaches
thatw # —1 or that dv/dz # O; both would exclude a pure cos-zero (Benabed & Bernardeau 2001). Note that dark energy per-
mological constant. Exploring early properties of darkrgge turbations have a non-adiabatic component that also regjair
models would be even more challenging sinceiior —1 the detailed model to be described. This depends on the physical
ratio between the matter and dark energy densities scalesrapdel of dark energy and cannot be incorporated in a simple
proximatively as (1+ z)° so that dark energy is dynamicallymodel-independent way.
negligible at redshift > 2. It leaves little freedom to deter- ~ While the ability of lensing data to constrain the
mine the scaling of the dark energy density and to demomestratjuation of state of dark energy has been widely stud-
that it is not properly described by a power law [%)"], as ied (Benabed & van Waerbeke 2003; Hu & Jain 2004,
would be the case for a constan{see e.g. Kujat et al. 2002). Jain & Taylor 2003), there have been very few analysis
From the theoretical point of view two routes can be folwith real data. Hoekstra et al. (2005) and Semboloni et al.
lowed. One can either exhibit a general “model-indeperideif2005) used the CFHTLS wide and deep data to constrain
parameterization of the equation of state of the dark enagya constant equation of state. Jarvis et al. (2005) analyzed
discussed in the previous paragraph, or rely on a completétg 75 square degrees CTIO lensing survey, combined with
specified theoretical models. A useful parameterizatiantba type la supernovae (Sn la) data and CMB, assuming a constant
be realistic, in the sense that it should reproduce prextisti equation of state and a parameterization of the form prapose
of a large class of models, it has to minimize the number b§ Chevallier & Polarski (2001) and then by Linder (2003).
free parameters and to be simply related to the underlyitrg this article, we consider a class of completely defined
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quintessence models, realized by a self-interactingsfiald. The second class of potential is an extension of the previ-
Hence all observational signatures (Sn la, lensing, CMBYs that takes supergravity (SUGRA) corrections into antou
can be explicity computed, with no ambiguity in the way tovhenQ ~ M, (Brax & Martin 1999),

deal with the perturbations of dark energy. This theorética 4 e 5 )

extension of the standardiCDM model involves only one ad- V(@) = M*(Q/Mp)™ exp(Q~/2My). Q)
ditional parameter, needed to characterize the selfdntilg g,

potential of the quintessence field. It follows that, asdssed yigers at low redshift, in particular concerning their equatio

above, we will be able to normalize our initial power SPegtru j¢ iote In the SUGRA case, it is pushed towaddand one
on the CMB angular power spectrum and, as a conseque ectsvo ~ —0.82 (Brax & Martin 1999).

og and any possible dependence on the shape of the analyticalyi, such well-defined models, the dynamics of the back-

fit of the transfer function will disappear from our discwssi .o\ \ndis completely characterized by the Klein-Gordoreequ
the value ofrg will be an output of each models. The proble on for the scalar field

of the pivot redshift (se 2.2) that appears when combining
different datasets also disappear in that approach. As a c&n; 3HO + d_V -0 (5)
clusion, this approach is venfieient in terms of the number do ’

of extra-parameters and of the interpretation of the daga. Lrn
us emphasize that, even though we also consider Sn la an
CMB data, we will focus on weak lensing - cosmic sheardata. , K\ 8zG 0?
This article, being the first analysis of the CFHTLS data faf! * ;) =3 [,Dm tort o

3 2
dark energy studies, illustrates the power and the probt#ms ) ) o ]
lensing survey in studying dark energy. allowing for this new maitter contribution. These equations

The article is organized as follows. In Section 2, we defirffiaracterize background and low redshift observationsimnd
the quintessence models we are considering and we redall tRg"ticular the linear growth factor. Let us stress thatiatievel
main properties. We also compare them to various paramefdidescription, one can describe the quintessence compasien
izations proposed in the literature. Section 3 focuses @ cg fluid with a time-dependent equation of state. This is due to
mic shear. After a reminder on theoretical issues, we descrin€ fact that the speed of sound, is given by
the weak lensing data used for our analysis and the computa- 4 1 dv
tional pipeline, finally we outline the likelihood analysisreal ¢; =1+ 3 HOd0 (7
(8 3.5) and synthetic§(3.6) datasets. In Section 4 we combine
weak lensing data with type la supernovae and CMB tempand that the equation of state evolves as
ature anisotropies; Figure 10 and Table 1 summarize the con- 2
straints on quintessence parameters. We finish, in Section 5" = —3H(L+w)(es —w). ®)

an estimation of the proficiency of two possible space-basgflese models share the interesting property to possess scal
wide field imagers to unveil the nature of dark energy. ing solutions which are attractor of the dynamical evohtim
general, but depending on the initial conditions, the dyisam
. starts with an early kinetic phas@? > V) in whichw ~ 1 so
2. Modelling dark energy thatpg o (1+2)°. The field behaves a@ = 0; - A(1+z) and it
freezes to a constant value. Since the kinetic energy dezsea
while the potential remains constant, this regime cannsit la
In this work, we consider the simplest class of quintessence
models (Ratra & Peebles 1988; Wetterich 1988) in which a
scalar fieldQ is slow-rolling in a runaway potential. Numerous 1.5
forms of potentials have been proposed but we restrict to two 1
classes of potentials. Let us briefly summarize the progeedt 05}
these models. ok
The first class of potentials is an inverse power law g
(Ratra & Peebles 1988; Wetterich 1988)

potentials have a similar dynamics as lon@as: M, but

gddition to the Friedmann equation

+V(Q) (6)

2.1. Quintessence models

Ak

w RP ——

V(Q) = MH(Q/Mp) . I I
olc RP
SUGRA

often quoted as Ratra-Peebles (RP) potentigl= (87G)~Y/? 2.5 ‘ ‘ ‘ ‘ L
is the reduced Planck mass. The potential depends on two free 1630 1€-25  1e-20  le-15  1e-10  1e-05 1
parametersy is a positive index whilé is a mass scale that 1(1+2)

has to be adjusted to fitg today, oncer is given. In particular, Fig. 1. Evolution of the equation of state and of the sound speed

if Qo dominates today theW anda are related by with the redshift for an inverse power law quintessence rhadkh
a = 6, including or not the supergravity correction. We recofirem
M 19 - 47 high to low redshift, the kinetic, slow-rolling and trackiphases de-
'Og(m) T () scribed in the text.
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forever. When the potential starts dominating, the equatio 10 . i . i
state shifts suddenly to ~ —1. During this transition regime, g
po o« (1 +2)° Then, there is a potential regime that lasts untiIE'§
the tracking regime during which 8%
c @

_2_oawg—2 % g
eSS T T2 ©) £s
wherewg stands for the equation of state of the fluid domi-o\"é R 0 -
nating the background. At that stage, the scalar field is-slow ~ -50 | 2882;\; %;;g;i 8'5 """" B
rolling so thatw < 0. Fig. 1 depicts the evolution of andc? 60 L " L "
during these various regimes. 0.01 0.1 1 10 100 1000

When cosmic microwave background anisotropies and z

large _sc_ale structures are considered, one_needs to _'m_tiedeFig. 2. Deviation of quintessence equation of state for Ratra-leeeb
description of the evolution of the perturbations, and irtipa (solid) and SUGRA (dotted) models with= 6 from the generalized

ular include those of the scalar field described by parameterization, Eq. (11), settingyo = O (thick) of zgwer = 0.5
2 RV (thin). Fitting the previous one up to< 0.3, a deviation larger than

50 + 3H6Q + (_ + _)5Q +S=0 (10) 2% occurs at =~ 1 for Ratra-Peebles models while at~ 0.5 for
a?  dQ? SUGRA models.

whereS encodes the perturbations of the metric of the space-

time andk is the comoving wavenumber of the perturbation.

It was shown (Brax et al. 2000; Riazuelo & Uzan 2002) th&! equation of state obtained as a Taylor expansion around a

there exists an attraction mechanism for super-Hubble Wa\PéVOt point,

length so that the spectrum is insensitive to the initialdion

tions for the scalar field. w(a) = wpivot + Wa(apivot — @). (12)

This form depends on only two parameters and is
2.2. Models and parameterizations a generalization of the parameterization proposed

. . . by Chevallier & Polarski (2001) and then Linder (2003)
Most data, and in particular supernovae data, are being g@

vzed usi | L t th ) ereapivot = 1. TWo considerations are in order when using
alyzed using a general parameterization of the equation Of., 5 parameterization. First, the redshift band on whiih t

state. These parameterizations are useful to extract mo Ia good approximation of the equation of state is unknown.
independent information from the observations but theH'nt(tlearly compared with the form (11), it is unlikely to deiser
pretation of these parameters is not always straightfatwar .\ energy up to recombination time; see Fig. 2. Secondly,

this paragraph, we remind the properties of some inte@stijen, combining observables afférent redshift such as weak
parameterlzatlo_ns a}nd compare them to the quintessence ni'@rqsing, Sn la and CMB, one should choose the valugq:
els we are .con3|der|ng. L in such a way that the errors it andw, are uncorrelated
' Let us first recall that general parameterizations ofthaeqL(Hu & Jain 2004). It follows that the pivot redshift is the red
tion of state as shift at whichw is best constrained. In particular it was argued
w(a) = w(ao) + [w(am) — w(ao)] T(a, ai, A) (11) that it is important to choosepi\,_m ¢ 1 for distance-baseq
measurements. The problem lies in the fact that the pivot
were shown to allow an adequate treatment of a largedshift is specific to the observable. In this respect, dark
class of quintessence models (Corasaniti & Copeland 20@8grgy models defined by a Lagrangian are more suitable,
Basset et al. 2002). Such a parameterization involves faur pielding to a definite equation of state as a function of rétish
rameters{w(ag), w(a.), a;, A} and a free functiol” varying hence more general than a Taylor expansion around a pivot
smoothly between one at high redshift to zero today. Evenint. Eventually, one can read out the valuesigfo: andwa
though it reproduces the equation of state of most quintesseat whatever redshift. Fig. 3 depicts the valuewgf,or andw,
models, it is not economical in terms of number of paraméor the quintessence models we use, Egs. (2) and (4), for the
ters since most quintessence potentials involve one orrme fpivot redshiftszyivor = 0 andzpivet = 0.5. This complication,
parameters. If one assumes that the parameterization is fusing when one wants to combine datasets witfiecgnt
posed to describe the dynamics of a minimally coupled scalgiot, Will also make it more dficult to infer constraints on the
field, the knowledge o is suficient but in a more general casephysical models from the constraints on the parameteoizati
one would need more information: The background dynamics There is an alternative way to get a first hint on the nature
depends on the potential and its first derivative, which can bf dark energy. It may be useful to consider the plang()
related tow andw. Accounting for perturbations, one needs twherew’ = dw/d Ina is the derivative ofv with respect to the
know the second derivative of the potential [see Eq. (10)¢tvh number ofe-folds. It was recently shown by Caldwell & Linder
can be inferred fromv (Dave et al. 2002). (2005) and Scherrer (2005) that quintessence models oecupy
Since we expect dark energy to have observable coneafrow part of this plane. This can be understood from Eg. (8)
quences on the dynamics only at late time, one can considdrich implies thatw’ + 3(1 — w?) = 3(1 + w)(1 - ¢2). For
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Fig. 3. Contour plots of the quintessence equation of state. We amerthe equation of state of two quintessence models withahemeteri-
zation (12) for two values of the pivot redshittivo: = O (left) andzpive = 0.5 (right). Solid lines correspond to level contours figk,o: While
dotted lines correspond to level contoursugf We have chosen the spacing of all the contour lines tabe= 0.1, except for the plots in
the upper line, wheraw, = 0.02. The upper line corresponds to Ratra-Peebles model¢2Eavhile the lower line corresponds to SUGRA
models, Eq. (4). Due to the exponential correctiog,is always smaller for SUGRA models because the potentiahitefl and the field is
rolling slower. Also, the value ofyo: andw, are more sensitive to the choicezf. for SUGRA models than for Ratra-Peebles models.

quintessence models#lv > 0, and Eq. (7) implies thaf < 1 1

(because > 0 andV’ < 0) so that

w > =3(1-wd), (13) 0

without any assumptions on the dynamics of the scalar field. | ]

Caldwell & Linder (2005), two classes of quintessence medel

where exhibited, namely “thawing” models, in whigh~ -1 -2

initially and increases a@ rolls down the potential , and 3

“freezing” models, in whichw > -1 initially and tends to- N 1 _05 0 05 1
ward-1 asQ rolls down the potential. “Freezing” models con- w

tain tracking models and in particular the Ratra-Peebled-mo ) ) )
els, Eq. (2), and SUGRA models, Eq. (4), considered in tHjdg. 4. Dynamics of the two quintessence models in the plane().

work. Using a combination of numerical simulations and phyghg S‘lzaqe‘?j ’ekgions %?IffiSPond to_(tjhe zonséraintsp(l?glgn; i‘;!sé’
ical arguments, they concluded that and (14) in dark grey. We have considered a Ratra-Peeblkd)

SUGRA (dash) models with = 6 (thick/red) ande = 11 (thinblue).
Bw(l+w) <w <02w(l+w) (14) Only in the tracking regime the models are compatible with [E&4).

for “freezing” models. From an observational point of view,
the analysis of supernovae data (Riess et al. 2004) showed th ) ) »
if the universe is flat themo = —1.31:922 andwy, = —1.48920 plane, superposed to the regions where the inequalitigs (13

after marginalizing 0®2mo. If one further imposes that ;(J;Bi and (14) hold. Notice that the trajectories for the SUGRA po-

thenwo < —0.76 andw/, = 0.6 + 0.5. In the case wher is tential are essentially the same of the Ratra-Peebles anre, d
assumed constant then= -1.02:913 andw < -0.72 at 68% viating just at low redshift towards the cosmological canst

and 99% confidence level respectively. solution.

This phase-space analysis creates a link between the var-
ious parameterizations and the physical models. It can bey Summary
shown (Scherrer 2005) thatfférent classes of models (e.g.
k-essence, Chaplygin gaz, quintessence, etc.) liesfiereint Quintessence models require omly parameters to describe
parts, henceftering a way to distinguish between these modetse whole dynamics (with no redshift limitation). Compated
without measuring/(z). In particular, Fig. 4 depicts the dynam-a pure cosmological constant, described by only one number,
ics of some Ratra-Peebles and SUGRA models in th@/) this gives us one extra parameter. In terms of extra-pasmet
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with respect to a standariCDM, this is equivalent as consid-related to the matter distribution integrated along the lirf
ering a constant equation of state for dark energy. sight
On the other hand, a parameterization of the equation of 2 , ,
state of the dark energy isfigient to describe the low redshift,(g, ) = §Qm0Ho f)( Skl =x)S k')
0

universe. But, the parameterizations which describe atelyr 2 Skl)
quintessence models involve at lefasi- extra-parameters. Itis y OmlSx(x)8.x'] dy’ (16)
thus more economical to work directly with the physical mode a(y’)

In that case, the evolution of perturbations can be infefinad
w but this in not the case in more general situations.

Parameterizations with fewer parameters have a smaller gxz-) _ ©dZ (17)
namical range and are likely to be bad descriptions of dark én o H(@)

ergy at high redshift, notably for CMB computation. Beside%mdSK is the angular diameter distance given by
when combining dataset, the choice of the pivot redshift may

for sources located at a radial distancedefined by

induce some diiculties in interpreting the constraints on the sin(VKy)/ VK K>0
parameters in terms of constraints on the physical models. Sx(y) =1 x K=0. (18)
So considering directly a well-defined physical model in- sinh(V-Kx)/ V-K K <0

stead of a parameterization is economical concerning the nu o .

ber of extra-parameter and avoids the problem of the piwbt rdl (e sources have a distribution given by(x)dy = n(z)dz

shift. It allows us to compute the prediction of the modelalat €N the &ective convergence takes the form

redshift (Sn la, weak lensing, and CMB). On the other hand, it "

concerns only a small class of models. x(0) = o n (0)x(0, x)dx (19)
This discussion shows that both routes are complement%\%. . . . . .

In particular, it would be worth to evaluate to which accyrac ere xn 1S th_e comoving radial _d|stan_ce Of. the horl-_

constraints of order 1% on a given parameterization coinstr%r?n' Decomposing the convergence in 2-dimensional Fourier

physical models. odes,
&t it-0
k(0) = EK((’) [SAR (20)

the shear power spectrum, definedB§)z(£')) = P(£)6@(£+
J "), can be related to the 3-dimensional power spectrum of mat-

3. Cosmic shear

Gravitational lensing by large scale structures
the universe produce weak distortion fields and c X .
lectively modify the shape of background g(:llaxie%er density perturbations, by

(see e.g. Bartelmann & Schneider 2001; Mellier 1999; 9HSQ§10 X [ o(y) 2 Sx(x)
Réfregier 2003). Though this is a very weak signal arfd() = f o) Pm[ 7
a challenging task, it has been detected almost simulta-

neously by van Waerbeke et al. (2001), Wittman et di the small  angle approximation (see e.g.
(2000), Kaiser et al. (2000), Bacon et al. (2000) and it noRartelmann & Schneider 2001, Peter & Uzan 2005 chap. 7).
routely observed by many groups around the world (sé&€ functiong is given by

van Waerbeke & Mellier 2003; Hoekstra 2003 for recent Y Sk’ —x)
reviews on observations). Over the past years the hfigee 80) = f "x(X')Wd !
carried out by these groups to deal with critical systersatic ¥ K
considerably improved the reliablity of the lensing signallote that the window functiof’(z) = [g(x)/a(y)]? is peaked

and stenghtened the ability of cosmic shear to constrairoundz ~ z*/2 for a distribution of sources(z) approxi-
cosmological models from the statistical analyses of galamately peaked at redshift. This will be useful in the choice of
ellipticies. the pivot redshift. Let us stress that expressions (16) aay (
assume the validity of the Poisson equation and thus of gen-
eral relativity. These expressions may be slightlffedtent in

more general contexts and even be used to test general+elati
The gravitational lensingfiect depends on the second ordety (see Uzan & Bernardeau 2001; Schimd et al. 2005).
derivatives of the gravitational potential. The convergeRr, Neitherx nor P, are directly observable, but only filtered
and the sheary = (y1,72), describe the distortion of back-quantities can be obtained. Cosmic shear can be measured by
ground images by the matter along the line of sight. These covarious types of 2-point statistics whichigir only by the cho-

x| dy (21)

o4

(22)

3.1. Generalities

ponents are related by sen filtering scheme. This implies that their sensitivitythe
) power spectrum, and also to systematics, afieint. In this
Ak = (07 — 83)y1 + 201027>. (15) work we consider two of these statistics, namely the apertur

. L map variance, defined by
The evolution of the convergence is dictated by the Sachs

equation (Sachs 1962; see Uzan & Bernardeau 2000 for a more, _ 288 Ja(€6.) 2 d
modern description). The convergence in the diredfioan be (Mzp)(0c) = T fgpk(g) 262 ¢,

(23)
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which is a bandpass estimate of the convergence power sggiven their robustness and the precision level we can actu-
trum, and the top-hat shear variance ally reach, we can hope that they remain valid for the class
of models we are considering. Indeed this is a very strong as-
sumption that can be justified by the fact that we do not ex-
pect the scalar field to cluster on small scales so that it4is un

o . likely to affect the small scale behaviour of matter but by its
which is a lowpass estimate 8f. HereJ, are the Bessel func- jhquence on the expansion rate. Arguing that the clustering

tions of the first kind. Both statistics can be deduced frogygie of the quintessence field is given by its Compton wave-
two linear combinations qf the radlalzand te;ngentlal COMngth, Ma et al. (1999) propose an analytic approximatin f
ponents of the shear variancg, = (yf) + (77) (S€e €.9. the Peacock & Dodds (1996) formula to include quintessence
Bartelmann & Schneider 2001), which are directly estimatgdin constant equation of state, claiming a 10% level aagura

2

090) =2 [ eno| 240, (24)

from the shapes of background galaxies. McDonald et al. (2005) propose a recipe to extend the afore-
mentioned mappings te # —1 cases, attaining a better ac-
3.2. Matter power spectrum and non-linear regime curacy fork < 10 Mpct by systematically exploring a wider

] ) ) ) ) parameter space. Nevertheless, upcoming weak lensing mea-
In the previous expressions, and in particular in Egs. (18} rements require an improved description of the smalesc

and (21),Pm refers to the full 3-dimensional power spectrunphysics (Huterer & Takada 2005), eventually including foydr
of pressureless matter, including cold dark matter anddrery dynamics (Zhan & Knox 2004; Jing et al. 2005).

In the linear regime, the growth factar. is the growing In conclusion, it seems early to decide how dark energy,
solution of and quintessence in particular, modify the mapping catifata
.. . 3, on ACDM. For that reason, in this work we will consider two
D, +2HD, - zHQmD, = 0. (25) ' jinear—to—non-linear mappings, by Peacock & Dodds (1996)

_ ) and Smith et al. (2003), and try to identify the parameteas th
The second term that describes the damping due to the cggs not sensitive to this choice. We will also try to quantio
mological expansion contains all théfect of dark energy the other parameters arfiected so that we can estimate how

on D,. In this regime, the totalfeect on lensing, Eq. (21), oyr ignorance of the non-linear regime limits the use of weak
is similar to the one obtained from a single redshift pla']@nsing.

(see Benabed & van Waerbeke 2003; Schimd et al. 2005) so
that the integrated growthfiect is degenerated with the NOMinear regime shall be able to be used. In that case, we can get

mallzatlgn ofthe spectrum. . . an interesting constraint on the growth factor without rivess
Dealing with low-redshift sources, the lensing Preyith non-linear physics

dictions and analysis involve the non-linear power
spectrum. This regime cannot be described analytically
from a perturbation approach (see however the propogaB. Lensing data

by Crocce & Scoccimarro 2005) and one would need to re\% )
on N-body simulations. e use three sets of data for weak lensing, the VIRMOS-

N-body simulations including quintessence were recenﬁseart (van Waerbeke et al. 2005), the deep field of the
performed using the GADGET code (Dolag et al. 2003) or HTLS survey (Semboloni et al. 2005) and the wide field of
adaptive refinement tree code (Klypin et al. 2003). It was drFHTLS (Hoekstra et al. 2005).
gued by Dolag et al. (2003) that the halo concentration dis- The details regarding the survey properties, image and
tribution around the mean value does not depend on the cegtalogue processing of VIRMOS-Descart data are described
mology, while the concentration parameter depends on thevan Waerbeke et al. 2001 and McCracken et al. 2003. The
dark energy equation of state at the cluster formation reghear measurement and error analysis are described in
shift through the linear growth factor. However a systematvan Waerbeke et al. 2005 and summarized in Table 2 of that pa-
study confirming this claim is lacking. Klipin et al. (2009)c per. This survey covers afffective (the unmasked area) area of
Mainini et al. (2003) show that dark energy changes thelvirid5 ded spread in four fields. It probes lensed galaxies down to
density contrast., which induces a change in the power sped¢be limiting magnitudé,p = 24.5 has an fiective galaxy num-
trum at small scalest(2 12 Mpc™?) but, for constanty, the ber density (after all selection processes) of 15agamir?, and
error is smaller than the error in the expected non-lineateho explores angular scales up to 50 arc-minutes.
(Jarvis et al. 2005). For the CFHTLS deep and wide, all relevant details are
Instead of specificN-body simulations accomodatinggiven in Semboloni et al. 2005 and Hoekstra et al. 2005, re-
quintessence, in order to compute the non-linear matspectively. The deep covers affeztive area of 2 ded in
power spectrum one can deal with linear—to—non-linear mapree fields, down té,5 = 26, but only samples angular scales
pings, for instance based on the stable clusterngurz up to 30 arc-minutes. Thefective galaxy number density is
(Hamilton et al. 1991; Peacock & Dodds 1996) or to a haRe gafarcmir?. In contrast, the wide has a much largéiee-
model (e.g. Ma & Fry 2000; Seljak 2000; Smith et al. 2003)ive area than the deep (22 dgdut only spread in two fields.
These mappings have been tested for several cosmologiedtiexplores angular scales up to one degree at about the same
cluding ACDM but not for dynamical dark energy modelsdepth as VIRMOS-Descart. Théfective galaxy number den-

Hopefully, as we will also show, weak lensing data in the
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Fig. 5. Pipeline implemented for this work. Presently, we restiocthree free cosmological parametgfqo, @, 1.}, keeping fixed the others.
The lensing code manipulates both background’s and petiorts quantities computed by the CMB code, using a sourisésbdition n(z)
depending on the used dataset. In particular, the sourshife@arametets is left to vary and marginalized over afterwards. Finalhe t
likelihood is computed using (either real or synthetic)m@sshear and Sn la data, both separately and jointly. Thpeesture CMB data are
used to fix the amplitudd of the power spectrum at decoupling, and to put (consemjationstraints on theXyo, @) parameters sub-space
using the location of the first peak. In the CMB section of tigefine, we indicate by, andég energy density fluctuations in matter and
quintessence components, respectively, while z) and¥(k, z) are the scalar perturbations of the metric (Bardeen piadehtn Fourier space.
In the lensing section, we denote ky the scale at which the power spectrum becomes non-liRéay, , z) ~ 1. See§ 3 for details.

sity is 13 gafarcmir? (the final selection produced a cataloguean Waerbeke et al. 2001 for the details), while the CFHTLS
somewhat less deep than VIRMOS-Descart). Note that orleasing data (Hoekstra et al. 2006; Semboloni et al. 2006 we
completed the wide survey will be composed of three compaetiibrated using the HDF only. The HDF and MS1008 data in
areas that will sample angular scales up to 5 degrees in thvestble and near infrared bands produced accurate photomet
independent fields so that linear scales will be exploreti witic redshifts (Yahata et al. 2000; Athreya et al. 2002). We de
much more accuracy than present-day CFHTLS wide data. cided to use the HDF only for both VIRMOS and CFHTLS
Each survey used complementary photometric or spectemd abandon the MS1008 field. We have checked that the re-
scopic galaxy samples to derive the redshift distributibthe sults discussed in this paper do not depend whether or not we
lensed galaxy samples. As discussed in the VIRMOS-Desadartlude the MS1008 calibration field, since the sample vexea
and CFHTLS cosmic shear papers, it is convenient to descrihee to the use of combined redshift calibration sets is dlesbr

the redshift distribution by a three-parameter function in the redshift error (van Waerbeke et al. 2006).
o 8 In the following, we will use for the CFHTLS-deep survey
n(z) = _B (i) exp[— (E) ] (26) (Semboloni et al. 2005)
zsl"(%) Zs Zs

@=19833 B=06651 z5=0098L701700%7  (27)

a andp are obtained from a fit of photometric redshift distri- . . .
butions derived from external redshift calibration susiephe 91Ving @ mean redshify) = 1.01, while for the CFHTLS-wide
CFHTLS and VIRMOS are dlierent lensing data sets, but the@"d the VIRMOS-Descart surveys (Hoekstra et al. 2005)

were obtained with the_same telescope (althou_gh witfedi , _ 135 f=1654 o= 0668003005 (28)

ent instruments) and with the same exposure time. Therefore : :

the two lensing surveys have to be calibrated using the sagi&ing a mean redshiftz) = 0.76. We quote thed and 2r er-
external redshift data set in order to preserve the homogerars. We use the same parameters for the VIRMOS-Descart and
ity of the analysis. In van Waerbeke et al. (2005), VIRMOEFHTLS-wide redshift distributions since both surveyséav
was calibrated using the Hubble Deep Fields and MS1008 (s#milar depth and the samé&ective galaxy number density.
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Fig. 6. Fisher analysis of the top-hat shear variance of the cosngiarson cosmological parameteas Qqo, 7,), for Ratra-Peebles (top line)
and SUGRA (bottom line) models — contours at 68 and 95% C.LeWploy a synthetic realization of a CFHTLS-wide like survegv-
ering 170 deg, with 20 gajarcmir? and intrinsic ellipticityo, = 0.4. The fiducial model is defined byr(Qqo,n;) = (6,0.73,1) while
(7, Treions Quoh?) = (0.72,0.17,0.024) are kept fixed. The goal of this analysis is to help in sig the range of the grid for the likelihood
analysis. Se¢ 3.4 for discussion.

3.4. Description of the pipeline and choice of the free  Hence, its value may be evaluatd from the matter power spec-
parameters trum and compared with the observed values.

Once the linear matter power spectrum is known at ev-
- . . A ery redshift, the weak lensing add-on code (Schimd et al5p00
The pipeline we developed is summarized in Fig. 5 We co omputes the non-linear power spectrum using two mappings,
pute thg e\{olutlon O.f background and perturbations POWEY Peacock & Dodds (1996) and Smith et al. (2003). We con-
spe.ctra in linear regime .by means of a Boltzmann code &lger wavevectors ranging up to A8pc™* (corresponding to
lowing for photons, neutrinos, baryons, cold dark matted an arcmin at ~ 1 for cosmologies close t&CDM). By Limber

quintessence scalgr field. Notice that this code deals w jection, we deduce the shear power spectrum allowing for
several gauge choices and can also account for scalarte rce redshift distribution of the form (26). To finish, sl

o ey oo o ey o fomalo-poInt Salsic 1 el spaceare compued. namel
y 9 Yy _shear variancé/?), the aperture mass varianw§p>, as

work as well as extended quintessence scenarios (Uzan 1 | as the two-point correlatiords.. Let us stress that, like the

Amendola 2000; Chiba 1999). Boltzmann code, the lensing add-on code works with scalar-
sor theories of gravity as well.

Cosmological parameters are estimated by comparing the
predicted signaln; to the datad; as a function of scale&;
(which reduces to an angular scdle a redhiftz; or a mul-
tipole ¢; respectively for lensing, supernovae and CMB data).
Ve vary the parameters of the model, disposing them on a regu-
rly spaced grid and evaluate, at each grid point, theilibeld
nction,

Using this code we compute the CMB temperature (T'F?n
angular power spectruncf) in order to fix the amplitude of
the initial matter power spectrum at the redshift of the $asit-
tering. We do it by matching the computéy with WMAP-
1lyr data (Hinshaw et al. 2003) at a high multipole, to be pr
ferred when studying quintessence since at low multipdles tla
integrated Sachs-Wolfdfect is dominant so that temperatur?u
anisotropies are not directly related to the density pbeur
tions. Definitely, we use the multipote~ 110 of WMAP-1yr 1 S
data, where the total relative error of the TT spectrum iskema £ = @ryici? exp ‘E(di —m)" C™(di —mj)|. (29)
than 3%. This normalization procedure holds until the darre
tion between multipoles is weak and does not take into adcolifereC ! is the data covariance matrix, including Poisson shot
the measurement errors on the amplitude of the TT spectrumise and cosmic variance.

However, we expect that the final results would not be stgongl  We focus on constraining the dark energy density and the
affected by a more accurate normalization. Notice that, as m@arameterr of the quintessence potentials and restrict to a
tioned earlier ong-g data is not used to normalize the spectruniow-dimensional parameter space. Ideally, one would bhelu
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at least nine cosmological parameters: the spatial cuwahe CFHTLS-wide (22 de§sub-sample) surveys; see Table 1 for
Hubble constant, the parameteof the potential, the dark en- numerical results of individual parameters constraintuie 7

ergy and matter (both dark matter and baryonic) densityrparadepicts the results quoting the 68%, 95% and 99% confidence
eters, the reionization optical depth, the amplitude amdspl level contours. In particular, we compute the non-lineacs@
index of the initial power spectrum. In addition, one shouldy both the Peacock & Dodds (1996) and Smith et al. (2003)
include the three parameters accounting for the redslsftidi procedures, for Ratra-Peebles and SUGRA models as well,
bution of sources, Eq. (26). hence allowing for two kinds of comparisons.

Given the result of the analysis of CMB data Firstly, we can compare Ratra-Peebles and SUGRA like-
(Spergel etal. 2003) we have assumed a spatially figfood contours, disregarding the non-linear mapping®r&h
universe so tha®mo = 1 — Qqo. The amplitude of the initial are two striking diferences. One is the strong constraint on
power spectrum is fixed by the normalization on the CMBy, found in the SUGRA case. The reason for this is that,
We have also assumed that the reduced Hubble constant,dfige the amplitude of the power spectrum is kept fixed, the
reionization optical depth, and the baryon energy dens'(tat&gmo) degeneracy implies a strong constraint@go and
today are fixed td = 0.72, 7reion = 0.17, andQuoh® = 0.024, consequently oo, through the flat universe prior. This ef-
respectively. fect is stronger in SUGRA models than in Ratra-Peebles ones

We preliminary performed a Fisher matrix analysis on thgnce the former approach/eCDM at low redshift. The other
parameters spacer,(Qqo,n;) in order to estimate approxi- difference is the well defined degeneracy found in fbgo()
mately the extent of thedl region and decide the samplingplane for the Ratra-Peebles case. This feature will alloputo
steps of the grid for the computation of the likelihood. Fgl6  a stronger constraint on Ratra-Peebleshan in SUGRAsx
depicts the 68%, 95%, and 99% confidence levels (C.L.) &fhen combining with other data.
ter for cosmic shear (top-hat variance) corresponding to a
synthetic CFHTLS-wide like survey covering 170 dewith
20 galaxiegarcmir? and an intrinsic ellipticity of 0.4. The top
line refers to Ratra-Peebles models and the bottom line
SUGRA models. Interestingly, SUGRA models appear to
more constrained. Notice that the Fisher analysis holdg o

Secondly and perhaps more interestingly, by comparing the
non-linear mappings, for both Ratra-Peebles and SUGRA mod-
els two classes of cosmological parameters come out: Those
CIBncerning the quintesseneeandQqo, are found to be essen-
l?ﬁ?;llly independent of the non-linear mapping used. This-sup
o J orts the claim of Simpson & Bridle (2005) that cosmic shear
Ipcally, around a fiducial model (marked by a cross) which S sensitive to dark energy mostly through the background dy
fixed ate = 6, Q_QO = 0.73, and"S_ =10. namics. The second class involves the cosmological paesimet
Inthe final likelihood analysis we allow to vary the c0SMOg¢coynting for the primordial universe, hereonly. In this case

logical parameters in the following ranges the corresponding likelihood contours strongly dependhen t
chosen mapping, regardless of the quintessence potergial w
used. Hence it seems not possible to constrain the primordia

For the cosmic shear data, we also allow one of the source ré@ectral index, at least jointly with quintessence paranset
shift parameters to vary. We choasealways marginalized in until a _stabl_e formula}tlon of the non-linear regime of sture
the final analysis, over itse2interval; see Eq. (27) and (28). formation will be available.

Indeed, one can criticize these assumptions but these are
sufficient) to give us an idea of the parameter space avaly 5 | jyelihood analysis: Synthetic data
able for dark energy realized by quintessencei@rno discuss
to which extent weak lensing can improve the constraints @zing wide surveys, we can eventually investigate tfiect
dark energy models. From a pragmatic point of view, we Wegg the non-linear regime of structures formation. For this-p
limited by computational capacities and a more completé angose, we perform a likelihood analysis using a synthetit rea
ysis will follow. Let us stress that such an analysis reqgia® jzation of the full CFHTLS-wide survey. This consists on syn
investigation of the potential degeneracies of the darkgne thetic data vectors of top-hat and aperture mass variante an
parameters with the standard cosmological parametersmang a synthetic covariance matrix. The former are computed at
particular, one would need to quantify how allowing for darlg fiducial model, which we take to be/eCDM with the cur-
energy changes the allowed range of variation of the oth@r ceent CFHTLS-wide redshift distribution. The covariance-ma
mological parameters. This is left for further studies. trix is computed using the analytical approximation detiire
Schneider et al. (2002). It depends on three main features of
the survey; the féective aread, the dfective galaxy number
densityngy and the dispersion of the distribution of elliptici-
Using both real and synthetic cosmic shear data, we perfotigs o,. For these parameters we used the values that are ex-
the likelihood analysis aiming to investigate to which exthe pected at the end of the CFHTLS-wide campaign, respectively
constraints on cosmological parameters, and in partichlar A = 170 ded, nga = 20 gafarcmir?, ando, = 0.4. Notice
quintessence ones, depend on the linear—to—non-linear map assume a larger ellipticity dispersion and a higher dgnsi
ping and on the selectiorffects of the two-points statistics.  of galaxies than those obtained in Hoekstra et al. (2005yTh

In this section, we focus on the first issue by combiningprrespond to a ffierent galaxy weighting scheme than the one
top-hat variance data of VIRMOS-Descart, CFHTLS-deep anded with current data.

Qo0€[0.4,09], a€[0,25. n,€[0.9,11].  (30)

3.5. Likelihood analysis: Joint cosmic shear data
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Fig. 7. Joint likelihood analysis of VIRMOS-Descart, CFHTLS-deapd CFHTLS-widg22 ded top-hat variance data — contours at 68%,
95%, and 99% C.L. for the variableQgo, @), (@, n,) and Qqo, 1,). On the quintessence parameters sub-space, we have hddemhtour lines
of (Wpivot, w,) discussed in Fig. 3, assuming,.: = 0.5. The two upper lines are dedicated to Ratra-Peebles mfttgl$2)] and the two lower
to SUGRA models [Eqg. (4)]. For each class of models, the il spectrum has been computed using both the Peacock &s{@896)
procedure, first and third lines, and the halo model apprbgc®mith et al. (2003), second and fourth lines. $&¢e5 for discussion.

Figures 8 and 9 outline the likelihood analysis of Ratra- Firstly, by comparing the results achieved using the tap-ha
Peebles and SUGRA models, respectively — contours at 68%tiance data of the 22 dégub-sample (first line) with those of
95% and 99% confidence level. We show only the resultse synthetic 170 dédield (second line), it is evident the gain
achieved using the mapping by Peacock & Dodds (1996), thasghievable by the full survey. In particular, it is worth ioaig
achieved using the mapping by Smith et al. (2003) being fhat the pure quintessence parameters sub-space is less dep
agreement at a 10% level. dent on the survey area, while the constraints on the priialord
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Fig. 8. CFHTLS-wide constraints on Ratra-Peebles models. Frantoleight, we present the likelihood analysis (68, 95, anthd®.L.) for the
variables Qqo, @), (Qqo, ;) and Qqo, @) and we have added the contour lines discussed in Fig. 3nasgudyvoe: = 0.5. The first line depicts
the analysis of the actual dataset based on 22 (i&4+W3; see§ 3.6) while the three other lines are based on the syntheticfdaa field
of 170 ded. The second and third line show the top-hat shear variard¢@p@rture mass variance, respectively. The fourth lineries the
analysis of the same simulated data for the top-hat shemnear but using only angular scales larger than 20 arcmiottout the non-linear
part of the matter power spectrum. In particular, we corelindm the left column that the parameters describing thetgssence sectar @nd
Qqo) are not #ected by the choice of the statistics and are well estimatetielinear part of the power spectrum. Here we use the Pka&coc
Dodds (1996) mapping for the non-linear power spectrum.§S6 for discussion.

spectral index strongly depend on it. Hence, the distimctib variances. Measurements of aperture mass variancedfat-di
cosmological parameters in two classes introduced in tee pent scales are less correlated than top-hat variance anes, s
vious section seems confirmed. the former is a narrow filtered version of the shear power-spec
jim; and their &ective range extend to only aboutslof the

for the top-hat and aperture mass variances, respectiedy. tcr:p—hat \;arrl]ance one. Hence they }:OI_IOW more accurately the
are consistent, depicting compatible confidence levebregi Snape of the power spectrum at their measured range. For a
for both Ratra-Peebles and SUGRA models. There are tREWer spectrum featureless at most scales but these, tae ind
main diferences in the properties of aperture mass and top-RgPdent measurements render this stafistic the most cemten

The second and third lines show the likelihood contou
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Fig. 9. CFHTLS-wide constraints on SUGRA models. This figure is agalis to Fig. 8. We reach the same conclusion as for Fig. 8eddeer
that the contours are almost independent on the value $ée§ 3.6 for discussion.

to use. In this case, contours from aperture mass variaecewhen using VIRMOS-Descart data to constrain theg, (2,,)
expected to be smaller than top-hat variance ones. But in gpfane (van Waerbeke et al. 2001). Furthermore, for our data
eral, the loss of information regarding the behaviour of eied with measurements up to less than 1 deg, the largest power
at other scales diminishes the capability of distinguighie- spectrum scale probed by the aperture mass variance is¢he on
tween models. Consequently, the aperture mass varianee qoobed by the top-hat variance at around 10 arcmin and its ful
tours are, in general, expected to be larger than top-h@n@e range &ectively lies on non-linear scales, rendering its infered
ones. The dference is larger when analysing cosmic sheparameters’ constraints less reliable, due to non-linesteh
most important parameters. Since we are studying paraseteg uncertainties. For these two reasons, we will choosa¢o u

to which cosmic shear is moderately sensitive to, tifi@cknce top-hat variance only, when producing the final results.

is not noticeable in our results of Fig. 8 and 9, but it is $trgk
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Fig. 10. Joint analysis of the quintessence paramet&g,(,) from CMB, Sn la and cosmic shear (top-hat variance), for&Beebles
models (left panel) and SUGRA models (right panel). Thelilikod analysis uses the “gold” set for Sn la (green conjoWtRMOS-
Descart+ CFTHLS-deep+ CFTHLS-wide(22 de®) top-hat variance data for the cosmic shear (blue contoars) both combined (red
contours). Contours correspond to 68, 95, and 99% C.L. Alicgrto WMAP-1yr measurements, the location of the first atioupeak of
the TT power spectrum of CMB, allowing for binning betweernghéoring multipoles, excludes regions of the parametacsgshadowed)
nearly degenerate with Sn la constraints; $de? for details. On the right axes, we quote an indicativessaale of the quintessence potential,
weakly dependent a2 butQqo is small; seg 2 for details. Finally, contours oy (Solid) andw, (dotted) are superposed, settipgo = 0.

As for Ratra-Peebles models, supernovae data put strorggraimis one which are tighten by cosmic shear, while for SUGRA models all
observables are fairly insensitive to the value of this peater. The corresponding constraints are given on Table 1.

By using the full wide survey, we can try to disentangle theot translate linearly into a gain in the parameters spaoe co
effects of the non-linear regime of structures formation by cutdence levels. That happens only in the Fisher matrix approx
ting off the small angular scales from the final analysis. In suaiation, and even there, only in the case of statistical tnco
a way, we can better investigate the distinction of cosmelogelated parameters. Furthermore, this reasoning doesket t
cal parameters in the two classes discussed above, prdbingtb account the extra constraining power coming from mea-
dark energy primarly hangs on the background dynamics. Tfiements at larger scales, as discussed earlier on, olysimp
plots on the bottom line of Fig. 8 and 9 depict the analyseming from the fact of disposing of more degrees of freedom
of the top-hat variance when taking into account only angfer the likelihood calculations.
lar scales larger than 20 arcmin, corresponding to waver®ct It is also worthwhile to notice that, in all cases, (from Fg.

k < 1hn Mpctatz S (z)/2 ~ 0.5, where therefore the ef-to Fig. 9), aACDM model with a Harrison-Zel'dovich spec-
fects of the non-linear regime are sub-dominant. The spre@dm [(e, n,) = (0, 1)] is compatible with the data f@qo ~ 0.7

in the likelihood contours is more relevant for plots involvat 99% confidence level.

ing the primordial spectral index;, while the quintessence

parametersd, Qqo) are not so muchféected. Hence, one can o )

study dark energy by cosmic shear using this technique évefti Combining with other observables

not properly knowing how to deal with the non-linear regime4 1.Snla

Obviously this conclusion has to be confirmed by a more com-""

plete study involving a larger parameter space, to accamnt ¥We combine the cosmic shear data by VIRMOS-Descart and
other degeneracies. CFHTLS-deep and -wide (22 dégub-sample) surveys with

The first line of Fig. 8 and 9 show the current results dhe type la supernovae “gold” set by Tonry et al. (2003). In
CFHTLS-wide, using W1 and W3 data from afiextive sky particular, we evaluate confidence intervals considerisgic
coverage of 22 dég The corresponding marginalized conshear and Sn la both separately and jointly. Indeed, siree th
straints one and Qg are a factor of 2 larger than the oneslistance modulus depends only on the background dynamics,
found with the synthetic data, depicted on the second linewé can restrict to the quintessence cosmological parameter
the same figures. This is consistent with the reduction of taadQqo.
data error bars, which are proportionaktpn 3 A~*/2, if cos- Figure 10 depicts both the independent and combined anal-
mic variance is not taken into account. We must caution tiet tysis for Ratra-Peebles and SUGRA models, using the top-hat
gain in the parameters space cannot be estimated with jorecisariance data for the cosmic shear and computing the non-

by this simple argument, namely by assuming linear spectrum by the Peacock & Dodds (1996) mapping.
2 The corresponding results are summarized in Table 1; these
gain~ —%—, (31) marginalized results for each parameter do not assume any
Figar NTA prior knowledge of the other, apart from the flat priors iregli

where the several factorsare the ratios between the featureby the range of the grid. Let us emphasize that the cons$raint
of the two surveys. In fact, the gain in the data error barsdoebtained on o, w,) inferred from those on the parameters of
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Table 1. Results of separate and joint analysis of cosmic-shear arld 8ata on quintessence parametet$,o) at 68% (95%) confidence
level. For Ratra-Peebles models, we quote only upper lifoitg, the best-fit being always at = 0. Only for indicative purposes, we quote
68% confidence level limits omgivor, w,) parameters computed gho: = 0, settingn.c. when not constrained. Remind that in this class of
modelswg > —1. Sees 4.1 for discussion.

Ratra-Peebles SUGRA
a Qqo wo Wq ‘ a Qaqo wo Wq
(y? <14(25) oesjgj‘;gjg;gi n.c. n.c. 13ﬁ;2E f;;? 0.7275% gjg;ggi $-079 2-045
Snla <13 074 Eig;ﬁg <-075 2-013 | 12501 0477;3;33?3;3;; <-084 2-043
yY+Snla < Povhiby < -0. 2 -0. . y y < -0. 2 -0.
&% +Snl 1(1) Q75 00te0s  S-07 2-013| 2FY 07405 <-084 2-038

—-1(=2) —0.04 (-0.05)

the potential dfer when we change the form of the potentiainstance on the data analysis procedure, stron@iéces the fi-
This confirms that constraints on the equation of state ddrivnal result; therefore special care is necessary when cangpin
from a general parameterization have to be interpreted wibveral datasets.

care. Provided that it is not evident which pivot redshift should

Concerning Ratra-Peebles models, the weak lensing d1iggused when parameterizing these quintessence models by an
Sn la contours are closer to mutual orthogonality, so naduation of state of the form of Eq. (12), we superpose to the
row joint constraints are expected. Data strongly favor (Eqo. @) plane, in Fig. (10), the contours ferpivet andw, cor-
quintessence component close to a cosmological condent,"€sponding tazpivet = 0. Let us stress that the final results in
best-fit lying always atr = 0, hence in Table 1 we prefer toterms of the equation of state parameters are only indiativ
present the constraints as an upper limit. As it is clear frotiterestingly, notice from Fig. 3 that for Ratra-Peeblesdmo
Fig. 10, Sn la are much more constraining for this parame$ the estimation ofiver andw, should not change if using
than weak lensing. However, even though Sn la alone reject Zpivot = 0.5 instead otpivor = 0. In fact, for this class of mod-

1 at the 68% level, as was well known (Podariu & Ratra 200@!S, noticeably dferent values on these parameters only appear

the information of weak lensing further narrows the intérva When considering a high pivot redshift. On the contrary, for
SUGRA models the choice of the pivot redshift would be rele-

As far as SUGRA models are concerned, for a Wid,e ir\1/'ant already at low redshift. See Table 1 for specific contsa
terval of @ (approximatelye > 5) both the luminosity dis- é)nWO andw

tance and the shear two-point correlations are (almosg-in . .
pendent of this parameter, as it is clear from Fig. 10. In,fa Recently, weak lensing data (Sembolgnl etal. 2005;
this conclusion was already reached studying the CMB temp%ee'(Stra et 6_‘" 290_5) were used to put constralntwomde_r
ature anisotropies (Brax et al. 2000), arguing that the'ﬂ'ammrslt e assumption it is a const_ar?t parameter. In that P"?““Cu'a
of state does not strongly depends on the slope of the pot fgse, one has two characterlgtlc redshrﬁs_amdzde, defining

the beginning of the acceleration phas&f) = 0], and of the

tial leaving both distances and linear growth factor almuost 2
changed. In terms of statistical significance, this meaaistite domination of the dark energyin(zee) = Quelzae)l- They are

likelihood with respect to Sn la or weak lensing data alone &Y€™ PY
almost flat and so the best fit value has little meaning (see als
Caresia, Matarrese & Moscardini 2004). In Table 1 we list t
results in the form of a parameter value, which we take to ee tl
likelihood weighted average af, plus or minus the necessary
deltas to form the confidence intervals obtained. Howewer, fso thatz, > zge. Whenw becomes negative and large in ab-
a substantial interval af, weak lensing and Sn la lead to dif-solute valuez, andzge tend to zero so that dark energy just
ferent, almost non-intersecting, range$xfy: Sn la favoring a starts almost today to dominate the universe and is redshift
higher value of2qo while weak lensing a lower one. Thus, evein a way that it does notfBect even low redshift observables.
though both observables have limited sensitivity to camstr It follows that we expect the data to be insensitive to theeal
the parametew, this fact allows to obtain a reasonable comf w in that regime so that one can get only an upper limit on
straint from the joint likelihood, as that interval efis rejected its value, as found by Semboloni et al. (2005) and Hoekstra et
by the data. The joint confidence interval are substantially al. (2005). Indeed, such a situation cannot be achievedawvith
duced, with a distinctive maximum of likelihood at = 2. physical model as considered here because by construttion i
Notice, however, that this is an unstable situation. In,féct imposes thatv > —1. It follows that our approach is a physi-
cosmic shear or supernovae contours slightly change their @ally motivated way of imposing a prior on. Note also that
entation and size, due for example to a larger uncertaintyi®n Fig. 1 shows thatv = constant is not a good approximation of
redshift of sources, the joint contour will easily degrad®@n these two classes of models. At best the constraint on a con-
the contrary, the extreme situation, with both contoursisalr stantw can be related to some redshift average of the equation
and parallel for allky, would imply the abandon of the subjacenof state. For these reasons, it ishdiult to deduce a constraint
quintessence model. It has to be stressed that every sygterman the physical models from a constraint on a consiaetven
effect on weak-lensing or supernovae data as well, relying filough the results of Table 1 are compatible with them.

1 Q
3w de0 1 3w
+ a —_——— , + —_—
% ) 1+ 3w Szmo ( Zde)

(32)
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Fig. 11. Top line: Location of the first acoustic peak of the tempeetOMB power spectrum, for Ratra-Peebles (left panel) anGRA
(right panel) models. It is estimated using an analyticgirapimation lying on the solution of the background equagionly (solid line), or

by the full computation of”, s (dashed line). The central set of lines corresponds toottaibn of the first peak according to the best-fit of
WMAP-1yr data,f = 2201 + 0.8 (Page et al. 2003), while the left and right ones corresponide multipoles = 201 and¢ = 240, defining

the smallest and the largest multipoles contributing tdlthee points of binned data defining the first peak (Hinshaat. 003). Bottom line:
Contour levels ofrg for Ratra-Peebles (left panel) and SUGRA (right panel) nodéth n, = 1, superposed to the cosmic shear data contours
(VIRMOS-Descartr CFHTLS-deepr CFHTLS-widg22ded). For indicative purposes, the star point marks the beétsfit the joint cosmic
shear and SN la analysis, roughly sittingrat= 0.8. Remind that the spectrum was normalized on the CMB so this phow the consistency
with a normalization at = 0. See§ 4.2 for details.

4.2. CMB Wolfe effect. This €ect is more relevant at low multipoles,
modifying the amplitude of the spectrum, but it also leads to
CMB temperature anisotropies have been extensivelf additional shift of the Doppler peaks.
used (see e.g. Baccigalupietal 2002; Jassaletal. 2004;geside using CMB data to normalize the power spectra (see
Corasaniti et al. 2004) but several degeneracies amongst §h3.4), we use them in still another way, by noticing that even
cosmological parameters prevent to accurately constrgifinout a statistical analysis of CMB data, we can strongly
the cosmological parameters using CMB data only. Heng&nstrain cosmological parameters, and notably quintesse
concerning weak lensing, several studies already attempighes, simply by using the location of the first Doppler peak.
combine CMB and cosmic shear in order to constrain thgoreover, even without solving the perturbations equation
cosmological parameters (see e.g. Contaldi, Hoekstra &id ewq computing the TT spectrum, one can compute the acoustic
2003; Ishak et al. 2004; Tereno et al. 2004). scale just by solving the equation for the background evolu-
As for dark energy, it fiects the CMB anisotropies angulation. The location of acoustic peaks is then estimated atigw
power spectrum at least in two ways (Brax et al. 2000). Kirstffor the shifts induced by the dark energy by means of a fitting
the angular diameter distance is modified so that the pead-stiformulae (Doran & Lilley 2002). In conclusion, the locatioh
ture is shifted. In particular the location of the first adiris the first acoustic peak will be a function of the quintessence
peak, depending on the geometry of the universe, providesgarametersffqo, @), with a negligible dependence on the pri-
estimate of the angular diameter distance to the last sicaite mordial spectral index; due to the shift correction. Using
surface. However, also pre-recombinatidieets can shift the this analytic approximation, we individuate, in Fig. 10e te-
peaks from their true geometrical locations (Doran et &D®0 gion of the Qqo, @) plane compatible with the location of the
Kamionkowski & Buchalter 2000). Secondly, the time evolufirst acoustic peak of WMAP-1yr data (Hinshaw et al. 2003;
tion of the dark energy stronglyffects the integrated SachsPage et al. 2003) including the bins’ contributions to the¢h
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Fig. 12. Fisher analysis for Ratra-Peebles (left) and SUGRA (rigiajiels, for cosmic shear top-hat variance (blue ellipsrs)a “gold” set
(green) and temperature CMB angular power spectrum by WNIyRlata (red) — contours at 68%, 95%, and 99% C.L. For the GhBnoise
matrix was computed using the public code by Verde et al.3p0Bor cosmic shear, we consider both CFHTL-wide survey=(170 ded,
nga = 20 gajarcmir?, o, = 0.4) and a space based survely={ 20, 000 deg, ng = 35 gafarcmir?, o, = 0.3), quoted as type Il in the text. We
consider only the quintessence parameters while the otltaneters are kefiked. See§ 5 for discussion.

points defining the peak, namely 2@1¢ < 240. Consistently CMB data require a wider parameter space, possibly using the
with the normalization procedure we used, this result isxiin eso-called “normal parameters” (see e.g. Sandvik et al. 2004
cellent agreement with that deduced by the complete compuda option left for a future study. In such a case, we would
tion of the TT spectrum, as shown in Fig. 11 (top panels). Lettegrate our pipeline with a Markov chain Monte Carlo code
us notice that the region of the parameter sp&kg () com- (Tereno et al. 2005) developed for the likelihood analysis o
patible with the position of the first acoustic peak is degatee cosmic shear. Furthermore, we will be able to include also th
with the Sn la constraints; the reason being that, sincerite panalysis of nucleosynthesis constraints, by means of atdait
recombination ffects of quintessence on the definition of theode for quintessence models (Coc et al. 2006) which is able
acoustic horizon at last scattering are negligible, theusito to deal with ordinary and extended quintessence models like
scale eventually depends only on on the Hubble parameter lthe Boltzmann code and the lensing code used for this study.
the luminosity distance, hence both are ultimatéfgeted by

quintessence approximatively in the same way.
5. Weak lensing: prospects on future data

As mentioned before, we may compute, a posteriori, the
og value for each CMB normalized model. The obtainag Beyond CFHTLS, several next generation cosmic shear sur-
iso-contours in the(qo, @) plane are shown in Fig. 11 (bot-Veys are proposed in order to pin dowrand the dark energy
tom panels), setting, = 1. Theog range that corresponds toproperties with exquisite details. It is interesting to lexp the
the confidence levels found in this work, is in agreement wigpabilities of such surveys to constrain the models désmlis
current cosmic sheargs constraints; see Hoekstra et al. (20051 this paper.
for a recent result and van Waerbeke & Mellier (2003) for a A comprehensive study of all projects and observing strate-
compilation of results. This shows the normalizations om tigies is however beyond the scope of this work, so we deliber-
CMB and atz = 0 are compatible. It is interesting to note thagtely focus on rather simple concepts where both sky coeerag
the directions of thé&qo — o degeneracy for lensing data ar@nd depth are increased, assuming systematics relatede sh
lines of constantrs. Being the curvature of the universe kepfneasurement can be discarded. In particular, we consider tw
fixed, a strong constraint iorg implies a strong constraint in Possible layouts achievable by space-based missions. We wi
Qqo, through the well-knowirg — Qmo degeneracy, but only if indicate by
Qqo ande are not much correlated. This is what we observe in )
the SUGRA case. In general, a contour in thg, Q) plane  ~ PP¢ I, a deep survey that would cover about 1,0004deg

will move as a function ofr and a strong constraint ing does one magn'tUdle deeperbthadn th? CFHTLdS W|d<;ipr_cr)£{iding
not necessarily imply a strong constraintto. This is what an dTectlve_ga axy number density aroun . 50/getmirr,
is obtained for the Ratra-Peebles case. — nype II, a wider but shallow survey, covering 20,000 #leg

and yielding 35 gaarcmir?.

The computational tools we have developed
(see Riazuelo & Uzan 2000; Schimd et al. 2005) allow W=urthermore, we assume an intrinsic ellipticity distribatof
to compute, in the same framework, distance modulus, CMlaxies similar to the one observed with current cosmieashe
anisotropies and weak lensing - cosmic sheffgots. Hence, surveys with HST.
in principle there is no problem to combine Sn la and lensing A Fisher analysis of Ratra-Peebles and SUGRA mod-
data with CMB data. As already noticed, we have restricteds, restricted to the parameteiQgp, @) keeping fixed the
here to a small parameter space. Indeed, a joint analydis vathers, was performed around a fiducial model defined by
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Fig. 13. Fisher analysis of weak lensing (top-hat variance) for &&eebles models, considering a CFHTLS-wide like survelytan space-
based surveys layout (68, 95%, and 99% C.L.). Upper panetpgous to the the likelihood analysis of Sec. 3 which akssumes all
the other parameters fixed, compare a CFHTLS-wide like gufwéder ellipses) with a deep space-based survey wite 1,000 ded,

nga = 50 gaarcmirf, o, = 0.3. Middle panels compare the deep space-based survey witdes ut shallow space-based survey with
A = 20,000 deg, nga = 35 gajarcmirt, o, = 0.3. Bottom panels compare the CFHTLS-wide like survey withtifpe | space-based survey,
but marginalizing ovet.ion, left to vary. Compared with the first line, the last one shivesefect of a wider, more realistic parameters space.
See§ 5 for discussion.

(@, Qqo, 15, 1, Treion, Qbaryon(hz) =(6,0.73,1,0.72,0.17,0.024). ferent scale ranges havefiégrent cosmic variances and dif-
The results are presented in Fig. 12. Weak lensing survégeent degrees of freedom when fitting models to the data. In
(blue ellipses) together with Sn la “gold” set (green eligs particular, a strategy of dividing the covered surveys siiga
and CMB WMAP-1yr data (red ellipses) show that botpatches of 100 dégs assumed. Hence, given the large ratio
quintessence parameters can in principle be determinédawitbetween both sky coverages, this is the dominant factoran th
10% accuracy. The degeneracy with respect to Sn la and CiJ&n.

would be almost totally broken. Is is worth noticing thahcs o )

all cosmological parameters but the quintessence onespte k For indicative purposes, and allowing for thigeet of sys-
fixed, we have to take with care the astonishing gain with ri&matic discussed i§ 4.1, we restrict the Fisher analysis of

spect to a CFHTLS-wide like survey (larger ellipses) achieWeak lensing (top-hat variance) to Ratra-Peebles modefs, ¢
able by a space mission of type Il (smaller ellipses). sidering a CFHTLS-wide like survey and both the space-based

surveys of type | and type II; see Fig. 13. As §nd4.1, we
On scales larger than 10 degrees, the flat sky approxinezaluate the parameters spaae€qo, n). In the upper line,
tion used in§ 3.1 does not hold anymore. Indeed, an angulanalogous to the likelihood analysis of Sec. 3, which also as
distance of 15 degrees on a sphere has a 1% deviation fremmes all the other cosmological parameters fixed, we campar
the same distance on a plane, and for larger scales sphetital CFHTLS-wide like survey (wider ellipses) with the space
harmonics must be considered (Stebbins 1996). Thifsete based surveys of type | (smaller ellipses). The middle Ige i
are not taken into account in the results of Fig. 12, where thaalogue, but comparing space-based surveys of type | (wide
gain observed between the two weak lensing ellipses esselfipses) with the space-based surveys of type Il (smaller e
tially corresponds to Eq. (29), together with contribuidrom lipses); notice that the apparent rotation of the ellipsssmnply
the fact that measurements from two surveys observing at dlfie to a rescaling of the axes. As for quintessence parasneter
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a space-based survey of type Il gives 99% C.L. contours amrmalization. Note also that we do not require to specify an
proximatively 3 times smaller than those achievable by a typanalytical form for the transfer function. Weak lensinggice
survey. Indeed more cosmological parameters have to be takens are also sensitive to the linear to non-linear mappimd
into account. As an example, allowing the reionization -optive have discussed théect of such mapping on the constraints
cal depthrjon to vary, the likelihood contours get stronglywith care. In particular, we have shown that, while the param
modified; see the third line of Fig. 13, where we comparetars of the primordial spectrum are sensitive, those of tr& d
CFHTLS-wide like and type Il space-based surveys, marginahergy sector remain robust. We have also tested the pdgsibi
izing overtion. They get larger and the degeneracies diretd cut the weak lensing data sets (such as the CFHTLS-wide)
tions are changed. The strong impact of the reionizatioicalpt in order to reduce the influence of the non-linear regime.
depth in cosmic shear results comes from the degeneracy withThis analysis is the first one using CFHTLS data to study
betweenreion and the normalization of the spectrum. the dark energy and illustrates the complementarity oftlods
The great predictive power of space-based surveys will gervations with other data sets. To finish, we have also &stec
low to simultaneously constrain a large number of pararsetérow space-based wide field imagers will improve our knowl-
with a good precision, even if not so high as the one showedge of dark energy. In particular, we have considered tvge po
in the analysis of a small number of parameters. Howeves, itdible strategies, the first deeper and the second wider hit sh
important to notice that we have not taken into account tige pdower. The latter turns out to be more suited to track dark en-
sible use of tomography based on a decomposition of lensixgy as far as cosmic shear is concerned. The constraintgon t
data into several lensgmburce planes, nor any use of higher otwo classes of quintessence models considered in thideartic
der statistics than the top-hat shear variance. So, evenéfal are shown on Fig. 10 and Table 1. They can be summarized as
issues have been neglected in the present study, our cammdusfollows: For a flat universe and a quintessence inverse power
are likely not over-optimistic. law potential with sloper, we gete < 1 andQqo = 0.75'5:33
at 95% confidence level, whereas= 2*18 Qqo = 0.74’:§:§§
when including supergravity corrections.
In the future, we plan to improve this analysis by first com-
In this article, we have investigated the constraints set pgring it to a similar analysis based on a parameterizatfon o
weak lensing, supernovae and CMB data on two families tfe equation of state, by enlarging the parameter spacej-by a
quintessence models. dressing more carefully the problem of the redshift distidn
In such a situation where a physical model is fully specéf galaxies and by shifting from a grid method to an MCMC
fied, we can treat both the background and perturbation evoethod.
lution without any ambiguity, in particular when dealingtwi
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ABSTRACT

The Shear TEsting Programme (STEP) is a collaborative girtgemprove the accuracy
and reliability of weak lensing measurement, in preparefoy the next generation of wide-
field surveys. We review sixteen current and emerging sheasaorement methods in a com-
mon language, and assess their performance by running tiierdly) on simulated images
that contain a known shear signal. We determine the comnadurfes of algorithms that most
successfully recover the input parameters. A desirablevgmald be the combination of their
best elements into one ultimate shear measurement methtids lanalysis, we achieve pre-
viously unattained discriminatory precision via a combimraof more extensive simulations
and pairs of galaxy images that have been rotated with regpeach other. That removes the
otherwise overwhelming noise from their intrinsic ellgties. Finally, the robustness of our
simulation approach is confirmed by testing the relativébecation of methods on real data.

Weak lensing measurement has improved since the first STR&.pBeveral methods
now consistently achieve better tha% precision, and are still being developed. However,
we can now distinguish all methods frgrarfect performance. Our main concern continues
to be the potential for a multiplicative shear calibratidash not least because this can not
be internally calibrated with real data. We determine whgellaxy populations are respon-
sible and, by adjusting the simulated observing conditiaresalso investigate the effects of
instrumental and atmospheric parameters. We have isaateztal previously unrecognised
aspects of galaxy shape measurement, in which focussetbgment could provide further
progress towards the sub-percent level of precision digirfuture surveys. These areas in-
clude the suitable treatment of image pixellisation andxgaimorphology evolution. Ignoring
the former effect affects the measurement of shear in éiffiedtirections, leading to an overall
underestimation of shear and hence the amplitude of theenmadtver spectrum. Ignoring the
second effect could affect the calibration of shear estinsedis a function of galaxy redshift,
and the evolution of the lensing signal, which will be vitalrheasure parameters including

© 2006 RAS the dark energy equation of state.

Key words: gravitational lensing — methods: data analysis — cosmalobgervations.
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1 INTRODUCTION

The observed shapes of distant galaxies become slightiyridid
by the (differential) gravitational deflection of a lightruie as it
passes near foreground mass structures. Such “cosmic Slagar
pens regardless of the nature and state of the foregrounsl. has
is therefore a uniquely powerful probe of the cosmic madsibis
tion, dominated by dark matter. Observations of gravitaidens-
ing are directly and simply linked to theories of structusenfiation
that are otherwise ill-equipped to predict the distribataf light
(for reviews, see Bartelmann & Schneider 2001; Wittman 2002
Refregier 2003). Measurements are limited by astrophysical
bias ¢.g. Dekel & Lahav 1999; Grayt al. 2002; Hoekstraet al.
2002b; Smitter al. 2003; Weinberg: al. 2000), which affects op-
tical surveys, nor by unknown physics of distant supernoxg (
Hillebrandt & Niemeyer 2000; James al. 2006; Sullivaner al.
2006; Travaglio, Hillebrandt, & Reinecke 2006), nor by tmeer-
tain relations between the mass of galaxy clusters andahsgrv-
able X-ray luminosity or temperature.§. Huterer & White 2003;
Pierpaoli, Scott & White 2001; Viana, Nichol & Liddle 2002).
Gravitational lensing is a purely geometric effect, reimpgjrknowl-
edge of only deflection angles and distances. By directlgatisg
the growth of the mass structures over cosmic time, and t®stiwv
gating the large-scale geometry of the universe, it is afseffec-
tive probe of dark energy (Sembolasial. 2006a; Hoekstrat al.
2006; Jarviset al. 2006; Schimder al. 2006) and can test alterna-
tive theories of gravity that move beyond general relatigiwhite

& Kochanek 2001).

The practical use of weak lensing in cosmology effectively
began with the simultaneous detection of a coherent cosmeiars
signal by four independent groups (Bacon, Refregier & Ellis
2000; Kaiser, Wilson & Luppino 2000; Van Waerbeke:l. 2000;
Wittmaner al. 2000). Since then, the field of weak lensing has ad-
vanced dramatically. Large, dedicated surveys with grewardi
space-based telescopes have recently measured the @uoRiat
power spectrum of the large-scale mass distribution and/dra
competitive constraints on the matter density param@tgrand
the amplitude of the matter power spectram(Maoli et al. 2001;
Rhodeser al. 2001; Van Waerbeker al. 2001; Hoekstraet al.
2002; Bacorer al. 2003; Refregieet al. 2002; Jarviset al. 2003;
Brownet al. 2003; Hamanar al. 2003; Masseyr al. 2005; Rhodes
et al. 2004; Van Waerbeker al. 2005; Heymanst al. 2005; Jarvis
et al. 2005; Hoekstrat al. 2006; Sembolonér al. 2006a; Hetter-
scheidter al. 2006; Schrabbacks al. 2006; Dahle 2006). The re-
sults from these efforts are found to be in broad agreemetht an
are rapidly becoming more credible, with the most recentipab
tions presenting several different diagnostic tests terdehe the
levels of systematic error. Ambitious plans are being laiddedi-
cated telescopes both on the grouag.(VST-KIDS, DES, VISTA
darkCAM, Pan-STARRS, LSST) and in spaegs( DUNE, SNAP,
JDEM). Indeed, future weak lensing surveys were recenty-id
tified as the most promising route to understanding the aatfir
dark energy by the joint NSF-NASA-DOE Astronomy and Astro-
physics Advisory Committee (AAAC) and NSF-DOE High Energy
Physics Advisory Panel (HEPAP) Dark Energy Task Fbrdehe
importance of weak lensing in future cosmological and g@stysi-
cal contexts seems assured.

However, the detection and measurement of weak gravita-
tional lensing presents a technical challenge. #h&% distortion

1 http://ww. nsf.gov/nps/ast/detf.jsp

induced in the observed shapes of galaxies is an order of mag-
nitude smaller than their typical intrinsic ellipticitieand a sim-

ilar factor smaller than the spurious shape distortionsiteck by
convolution with the telescope’s point spread functionfR&or-
rection for these effects is crucial and complex. To testréia-
bility of weak lensing measurements, it has therefore bemes:
sary since the first detections to manufacture simulatedéeshat
closely resemble real data but contain a known shear sigaal.
conet al. (2001), Erberer al. (2001) and Hoekstrer al. (2002) ran
their shear measurement methods on such images. By comparin
the input and mean measured shears, they determined theaeali
tion error inherent to each technique, and in some casesvaised
(and hence corrected) a multiplicative calibration bidssTs most
important because it cannot be self-calibrated from a suitself.
Other systematics can be checked for in real data via ctioelaf

the galaxies and the PSF, or via BAB decomposition (Schneider

et al. 2002; Crittenderer al. 2002; Schneider & Kilbinger 2006).
These early tests determined that the first successful shear
surement methods were accuratetd 0% of the signal.

To maximise progress in this technical field, and to foster
the exchange of data and theoretical knowledge within thakwe
lensing community, we launched the Shear TEsting Programme
(STEP). In the first STEP paper, (Heymams:l. 2005, STEP1),
we parametrized the performance of methods in terms of tinali
tiplicative shear calibration bias, an additive residual shear offset
cand, in some cases, a honlinear responsivity to shékmat anal-
ysis confirmed that the main difficulty in weak lensing liestle
calibration of the shear signal, but encouragingly shovred &ll
of the methods used on existing weak lensing surveys achigve
ter than~ 7% accuracy. Shear measurement error is therefore not
currently a dominant source of error.

Unfortunately, this accuracy will not be sufficient to reelthe
potential of the ambitious and much larger future surveyJiERSL
found that the most accurate shear measurement methodsweere
cessfully calibrated to within a few percent, but the lirdigéze and
precision of the first STEP simulations forbade any finer ysisl
than this. The morphologies of galaxies in the first simulate-
ages were also overly simplistic, in a way that did not fubgtt
the assumptions of some shear measurement methods thaegala
lack substructure and complex shapes.

In this second STEP paper, we include complex galaxy mor-
phologies and conduct a more precise test of current andageve
ing shear measurement algorithms toth8.5% level. We achieve
this precision through the combination of a more extensateo
simulated images and an ingenious use of galaxy pairs coteth
respect to each other (Nakajima & Bernstein 2006). This r&s0
the otherwise dominant noise from galaxies’ intrinsicpeitities.
The new set of simulated images has also been designed t@span
wide range of realistic observing conditions and isolatess po-
tentially challenging aspects of shear calibration in Wwhtwe accu-
racy of shear recovery may begin to deteriorate. The daia sef-
ficiently large for it to be divided into different simulatetdserving
conditions and for independent tests to be carried out withich.
We thereby test the effects of the following parameters arash
measurement precision:

(© 2006 RAS, MNRAS000, 1-25
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Complex galaxy morphology

Galaxy size

Galaxy magnitude

Selection effects related to galaxy ellipticity
Direction of the shear signal relative to the pixel grid
PSF size

PSF ellipticity

3

Image set PSF description Galaxy type
A Typical Subaru PSF+ 0.6”) shapelets
B Typical Subaru PSF~ 0.6") pure exponential
C Enlarged Subaru PSF(0.8") shapelets
D Elliptical PSF aligned along-axis shapelets
E Elliptical PSF aligned at5° shapelets
F Circularly symmetric Subaru PSF shapelets

Sixteen different shear measurement codes have been run onrable 1. The six different sets of images used in the STEP2 analysis ar

the simulated images. These can be categorised into foumalis
categories. We provide a brief description of each algorjtand

carefully chosen to isolate and test particular aspectseakvshear mea-
surement. Either the PSF shape, or the form of galaxieghsitrmorpholo-

outline the relative successes of each method. The STEP pro-gies varies in a prescribed way between sets.

gramme has dramatically sped the development of new shear me
surement methodse.g. Refregier & Bacon 2003; Bernstein &
Jarvis 2002; Massey & Refregier 2005; Kuijken 2006; Nakajim
& Bernstein 2006, Bridler al. in preparation), and we particularly
focus on these. However, these methods necessarily rexzeni€
mental, and development continues. The results from suthate
should therefore be taken as an indication of progressrétha a
judgement on their ultimate potential.

This paper is organised as follows.§B, we describe the sim-
ulated images. 183, we review the different shear measurement
methods used by each author, translating them into a comamen |
guage for ease of comparison, and categorising them intadisu
tinct groups. Irk4, we compare each author's measured shear with
the input signal, and split the simulations in various waysblate
areas of potential difficulty in shear measurement. Becatitiee
number of different methods used, this is a rather dauntioggss.

In §5, we provide some perspective on the results, assessing th
relative performance of the different methods, and thegeates

of methods. Ir§6, we derive some general conclusions and outline
suggestions for future development.

2 SIMULATED IMAGES

We have used the Masseyal. (2004a) simulation package to
manufacture artificial images that closely resemble deéand
data taken in good conditions with ttSaprime-Cam camera on
the Subaru telescope. We specifically mimic the weak lensing sur-
vey data of Miyazakier al. (2002b). TheSubaru telescope was
built with careful consideration of weak lensing requirerse and
has reliably obtained the highest quality weak lensing tatiate
(Miyazaki et al. 2002a; Wittman 2005, Kasliwak al. in prepara-
tion). It therefore represents the current state-of-ttheead will
most closely match future dedicated survey instruments. Stim-
ulated images are publicly available for download from tié&B
websité.

To aid the interpretation of our results, the simulated iesag
incorporate several “unrealistic” simplifications: neittthe noise
level, the input shear signal nor the PSF vary as a functiquoef
sition. This does not adversely affect the validity of theules, as
any combination of PSF size, PSF ellipticity, and shearaligan
usually be found in one of the images. However, it does letras s
ply average the measured shear for the large number of galaxi
each image, without explicitly keeping track of either thear or
PSF applied to each object. As in STEP1, the main figure oftmeri
throughout our analysis will be the mean shear measurednwith
each image(7), and deviations of that from the known input shear
~mPut | |f the mean shear can be determined without bias for any

2 http://ww. physi cs. ubc. ca/ ~heymans/ st ep. ht m
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input shear (and for any PSF), all of the commonly-usedstiesi
typical in cosmic shear analysis should also be unbiaseditifieu
distribution of the shear estimates will affect their ndiseel).

To address the specific topics outlined in the introductves,
manufactured six sets of simulated images. These span a odng
realistic observing conditions, in a carefully orchestdatvay that
will isolate various effects. The differences between thages are
described in table 1. Each set contains T2& 7’ images, with
a pixel scale ob.2”. In the first simulated image of each set, the
galaxies are not sheared. For the next 63 images, whichalire
the same patch of sky in order to maximise sensitivity to sbak
bration, the galaxies are sheared by a random amount. Tloigrggm
is chosen with a flat PDF withifyP"*| < 6%. To concentrate
on cosmic shear measurement rather than cluster mass treans
tion, this limit is smaller than the maximum shears used i&BT.

q—|owever, the shears are now crucially chosen from a contisiuo

distribution and are allowed to be in any direction relativethe
pixel grid. Note that we are really attempting to measurelticed
shear” (Seitz & Schneider 1997) throughout this analy$ikpagh
there is explicitly zero convergence in the simulationse Tiput
signals were not disclosed to any of the groups analysindale
We can predict the signal to noise ratio in the shear measure-

ment from these images. We first define a complex elliptiaity f
each galaxy

. a
e:el+zezza+b 1)

wherea andb are the major and minor axes, afids the orienta-
tion of the major axis from the-axis. This definition is widely used
because it is more convenient than a two-component paraaetr
tion involving 6. Both the real and imaginary parts are well-defined
(zero) for a circular object or, on average, for an unshepoguli-
lation of objects. In the absence of PSF smearing and shear me
surement errors, the observed galaxy elliptiefty? is related to its
intrinsic ellipticity e'™* by

(cos (20) + isin (26)) ,

obs _ eint + 5
1 + ,Y* eint
(Seitz & Schneider 1997), whefe= ~1 +i~2 is the complex shear
applied to each image. With only a finite numbérof galaxies, all
with nonzero intrinsic ellipticity, measurement of the meshear

(%) = (e°"*) is limited by an intrinsic shot noise

((e™)?)
N
In the STEP2 simulations/(ef) ~ 0.1, about an order of magni-
tude larger than the shear signal.
Since the morphologies of the simulated galaxies are uncor-
related, this noise can be slowly beaten down by increasiag t

@

SN error ~ (™) =0+ 3)
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size of the simulations. But to dramatically improve theoidfincy
of the simulations, and circumvent the meagy/e/ﬁ behaviour,
we introduce an innovation in the remaining 64 images. Moello
ing a suggestion in Nakajima & Bernstein (2006), the entig s
including the galaxies, was artificially rotated B§° before being

sheared by the same signals and being convolved with the same

PSF as before. This rotation flips the sign of galaxies’ msig el-
lipticites. To measure biases in shear measurement methedsin
then consider matched pairs of shear estimators from tratated
and rotated version of each galaxy. Averaging these esinmak-
plicitly cancels the intrinsic shape noise, leaving onlyasi@ement
noise and any imperfections in shear measurement. We thusafo
shear estimator for each galaxy pair

5= (eobs,unrot + eobs,rot)/Q )

Sinceemt,unrot — emt

(©)

= —e""™°t we can use equation (2) to find

_int
n e +“/>/2

1— ,Y*eint

Eint + y
o= (1 oint
+ e
_ y— 'Y* (cint)Q (5)
1— (,Y*eint)2 .
Averaging this shear estimator ovat/2 galaxy pairs now gives a
shot noise error ify) of

SN error & y{(e™)?) =04~ (6)

which has been significantly reduced from equation (3). k& th
STEP2 simulations,/{(ei"*)*) ~ 0.05 and|y| < 0.06. Nothing
is lost by this approach. All 128 images can still be analyiseé-
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pendently — and we do pursue this approach in order to measure 0 1 2 3 4 5 6

the total shape measurement noise in an ordinary populafion
galaxies.

The Masseyer al. (2004a) image simulation pipeline re-
quired extensive development from previously publishedioas
to mimic ground-based data. We shall therefore now desdtsbe
three main ingredients: starise( PSF), galaxies and noise.

2.1 Stars

The simulated images are observed after convolution witara v
ous point-spread functions (PSFs). The PSF shapes arelatbdel
on real stars observed Suprime-Cam images, and are shown in
figure 1. They are modelled using shapelets (Refregier 2B@3;
fregier & Bacon 2003; Bernstein & Jarvis 2002; Massey & Re-
fregier 2005), a (complete) set of orthogonal basis fumstithat
can be used to describe the shape any isolated object. Thendec
position of an image into shapelet space acts rather likeaised
Fourier transform, with imageg$(x) being expressed in shapelet
space as a set of indexed coefficielfifs,, that weight the corre-
sponding basis function

f(x) = Z Z JrmXn,m(r, 05 3)

n=0m=—n

@)

with m < n, and where the Gauss-Laguerre basis functions are

2 2
e 2
J— 232 m
(w)e o

Cn,m |m|

N
E (B) RESIL

Xn,m(ra 0; ﬂ) =

()

n—|m|

z [arcsec]

Figure 1. The point spread functions (PSFs) used to generate thefsix di
ferent sets of simulated images. The colour scale is Idgaiit, and the
contours, which are overlaid at the the same absolute valusaoh PSF,
are spaced logarithmically by factors of two. They are demigto target
specific aspects of weak lensing measurement that couldtzdlg prove
difficult to control. See table 1 and the text for a descriptid each PSF.

with a normalising constan, ,, and scale sizg.

The PSFs can therefore take a complex form. They contain
substructure, skewness and chirality. In general, thetigitiy of
their isophotes varies as a function of radius. For comfmurtat
efficiency, the shapelet series is truncated at order, = 12. The
limited wings and the rapid convergence of the PSFs to zdenge
radii compared to those used in STEP&dsa consequence of this
truncation, but a confirmation of the excellent optical dfied of
Suprime-Cam.

PSF A is modelled from a fairly typical star towards the centr
of a 40 minute longSuprime-Cam exposure (which, in practice is
likely to be assembled from four 10 minute exposures). |tas-
width at half-max (FWHM) of0.6”. PSF B is identical to PSF A.
PSF C is the same star, but enlarged to model slightly woeiage
and has a FWHM 00.8” . This is the worst that might be expected
in future weak lensing surveys, with nights during poorendie
tions typically used to obtain data in additional colourSHD is
modelled on a star at the edge of the s&imerime-Cam exposure.
The phases of all of itsx = 2 shapelet coefficients were adjusted
to the same value so that at all radii (and therefore with adyat
weight function), its ellipticity derived from quadrupoleoments
points in exactly the same direction. Substructure and skswap-

(© 2006 RAS, MNRAS000, 1-25



- #
= . ®
. i :
‘.
¢ i 3
®

v

-.n | : ) : &
S *

Figure 2. A 1’ x 1’ section of a simulated image from set A, containing
shapelet galaxies with complex morphologies. The coloaless logarith-
mic, and the same as that in figure 3.

parent in the reafubaru PSF is otherwise untouched. As PSF D,
the ellipticity is directed parallel to the-axis of the pixel grid. The
star is rotated byt5° to make PSF E. Itis an example of extreme el-
lipticity, which highlights ellipticity-dependent effex However, it
might be possible to limit such ellipticity in weak lensingreeys

by improving the optical design of future telescopes or rojst
ing survey tiling and scheduling strategies. PSF F is a kerized
version of that star, obtained by setting all ofits # 0 shapelet
coefficients to zero, which is equivalent to averaging th& B&r

all possible orientations.

2.2 Shapelet galaxies

STEP2: High precision weak lensing analyses 5

BE -

5
r’
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Figure 3. A 1’ x 1’ section of a simulated image from set B, containing
idealised galaxies with exponential radial profiles andénmorphologies.
The colour scale is logarithmic, and the same as that in figure

The joint size-magnitude-morphology distribution of gads
was copied from the&dubble Space Telescope COSMOS survey
(Scoville et al. in preparation). This is a uniform, two square de-
gree set of images taken with t#e814W filter on theAdvanced
Camera for Surveys (ACS), to a depth o28.7 for a point source
at5o. It is deeper than our intended simulations, and with a much
finer resolution, so provides an ideal source populatiore &k
tent of the COSMOS survey also provided sufficient real gakax
to avoid duplication in the simulations without needing &tprb
shapelet coefficients, as in section 4 of Masaeyl. (2004a). We
simply used the shapelet models of COSMOS galaxies, rarydoml
rotated, inverted and repositioned. The positions of datain the
simulations were chosen at random, without attempting poore
duce higher-order clustering.

Since the galaxy models are inevitably truncated at song lev
in shapelet space, and since we did not deconvolve the galaxi
from the ACS PSF, the smallest simulated galaxies are gitaty

Most of the simulated images contain galaxy shapes also con- slightly rounder than those in reSkbaru data. However, this con-

structed from weighted combinations of the shapelet basis-f
tions, using a version of the Masseyal. (2004a) image simula-
tion pipeline similar modified to imitate ground-based dathe
complex and irregular galaxy morphologies that are possiist

ing this method represent an important advance from the STEP
analysis using th&kyMaker image simulation package (Erben

etal. 2001). The measurement of weak lensing in STEP1 was

considerably simplified by the galaxies’ smooth and unpbed
isophotes. Several shear measurement methods are basedash t
sumption that galaxy shapes and the PSF are concentritjcali
and in some cases Gaussian. In addition,SkgMaker galaxies
have reflection symmetry about the centroid which couldibdas
cause any symmetrical errors to vanish. By contrast, PSEaton
and galaxy shape measurement are rendered more challenging
STEP2 by the realistic morphologies that include spiralsamiust
lanes and small-scale substructure. Our analysis is thaigrog to
test the robustness of weak lensing measurement methods.

© 2006 RAS, MNRAS000, 1-25

volution occurs before shearing and does not alter the sanes
steps for shear measurement. As in real data, the simulatexyg
ellipticity and morphology distributions do vary with galamag-
nitude and size. We adopt an alternative definition of edipt
2 2

22 " Zz (cos (20), sin(20)), 9)
wherea andb are the major and minor axes, afds the orien-
tation of the major axis from the-axis. Note the difference from
equation (1); this version is closer to the notation used lmgtm
shear estimators. Before PSF convolution, the width of ¢Hip-
ticity distribution

o = (01 + (o
as measured by SERACTOR (Bertin & Arnouts 1996) isri™ =

0.35 4+ 0.03 atr = 22 ando'™ = 0.20 & 0.02 atr = 26. Note
that thise is a different quantity than theused in equation (3).

(51, 52) =

int
€2

212 (10)



6 Massey et al.

The galaxies were then sheared analytically in shapeleespa
using equation (41) of Massey & Refregier (2005). This opena
is to first order iny. Terms of order? are ignored, but, for typi-
cal galaxy shapes, the coefficients by which these are riettipre
also smaller than those multiplying the first order termgsTihere-
fore introduces only a very small error. The galaxies weea ton-
volved with the PSF, also in shapelet space, using equaB2)nof
Refregier (2003). They were pixellated by analyticallyemnating
the shapelet models within adjoining squares, using egugf4)
of Massey & Refregier (2005).

2.3 Idealised galaxies

We have also manufactured one set (B) of simulated imagés wit
the same observing conditions but in which the galaxies have
simple, exponential profiles and concentric, ellipticalpBotes.
These idealised galaxies provide a contrast to the morghualb
sophistication of the shapelet galaxies, and an indepé¢nédsnof
the shapelet-based shear measurement methods. We inadiytio
chose a very simple form for the idealised galaxy shape$ avit
sharp cusp and extended wings, to most effectively prormang
difference to the results from galaxies with realisticatymplex
morphologies. As before, the size-magnitude distributdbrun-
sheared galaxies was modelled on that observed in the ACS COS
MOS images. Galaxy ellipticities were assigned randomiynfra
Gaussian distribution. Like STEP1, we used a constaniloligion
of intrinsic ellipticity. This had widthri™* = 0.3 for galaxies at all
magnitudes.

To add a shear signal, the random ellipticities are then per-
turbed at the catalogue level. Under a small sheathe ellipticity
e defined in equation (9) transforms as

v+ 0G0,

(e.g. Rhodeser al. (2000)) wherd);; is the Kroneker-delta symbol,
and the summation convention was assumed. Similarly, trenme
square radiug = a2 + b* becomes

obs

€90 = &M 4 2(8;; — el (11)

d? = d*(142"y,) + O(y°) . 12
These two expressions are valid up to first order in the shizde
that, to this order, the flu¥’ is unaffected by a pure shear. These
results are valid for any galaxy with self-similar isopt®otas long
as the moments converge).

To create a simulated galaxy imagéx) with a desired ellip-
ticity, we first specify the desired sizg and mean radial profile
p(r?), wherer? = z? + 3 is the square radius and= (z1, z2)
are Cartesian coordinates on the sky, centered on the koftthe
galaxy. For convenience, we choose the normalisation agdlan
scale of the generic profile such that

//p(rz) d’x = // Ppir?) d®x=1.

The exponential profile used in these simulations is given by

_ V6 e

= 27

(13)

p(r?)

(c.f. Refregier 2000 for the alternative case of a Gaussian pyofile
Using the conventions of equation (13) and a coordinatesfoan

mation
J=R()" ( > R(0) = d* (

(14)

0
b2

1+er
€2

a2
0

€2

1—e ) 7(15)

where® denotes transpose and the rotation matrix

R(@z( ) ,

it is then easy to show that the elliptical galaxy image stidnave
surface brightness

sin 0
cos @

cos @
—sin@

(16)

f(x) = FI3| 3p(x"T %), an

where the vertical bars denote the matrix determinant. &iie t
of their exponential profiles were artificially truncatededitptical
isophotes x ro from the centre. To pixellate the galaxies, the value
of the analytic function was computed at the centre of eagélpi
The PSF was similarly pixellated, and convolution was then p
formed in real space to produce the final imdge). Strictly, these
operations should be reversed, and they do not commute.\ldowe
the pixels are small and the PSFs are Nyquist sampled, saortire e
introduced should be minimal.

2.4 Noise

A two-component noise model is then superimposed onto the im
ages. Instrumental performance mimics that attained witaek

of four ten-minute exposures wiluprime-Cam on the 8mSubaru
telescope (Miyazakér al. 2002b). They are complete to= 25.5,

and the galaxies selected for lensing analysis are likelyate a
median redshift,, ~ 0.9. This is slightly deeper than most exist-
ing weak lensing surveys, and is towards the deep end of droun
based surveys planned for the future. The number densitgef u
able galaxies found in these simulated images is therefdikely

to be greatly surpassed.

The first component of “photon counting” shot noise is first
added to the true flux in every pixel. This is drawn from a Gaus-
sian distribution with a width equal to the square root ofggtheton
count. The images are then renormalised to units of coumtsgue
ond. In the renormalised images, the rms of the Gaussiaf®&30.
times the intensity in a pixel.

A second component of sky background is then added
throughout each image, with an rms of 4.43 counts per seddre.
DC background level is assumed to be perfectly subtracted. T
modelSubaru images were combined usingrIxzLE, and the sky
background noise is correlated in adjacent pixels. To mitiis
effect, we smoothed the sky noise component (but not the flux i
objects) by a Gaussian of FWHM 3.5 pixels. After this procéss
rms of the sky noise is 1.65 counts per second. A simulatedéma
of a completely blank patch of sky was also available to measu
the covariance between pixels. The correlated noise péatlyg af-
fects the detection of small, faint objects, and impedesé#heula-
tion of objects’ weights from their detection S/N. It will loestruc-
tive in the future to consider which image resampling kesraeid
co-addition methods are optimal for shape measurementdeed
whether we should stack the data at all. Jaevig. (2003) suggest
measuring galaxy ellipticities on individual frames anantxning
these at the catalogue level. Note that faint simulatedxgedaare
created to the depth of the COSMOS survey, below the limiting
magnitude of the simulated ground-based images, and timese u
solved sources will also add slightly to the overall sky lgrokind.

3 SHEAR MEASUREMENT METHODS

Sixteen different shear measurement codes have been rureon t
simulated images, by the authors listed in table 2. Thosehthnze

(© 2006 RAS, MNRAS000, 1-25
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Author Key  Method Shear measurement method

Bergé JB Shapelets (Massey & Refregier 2005)

Clowe C1 KSB+ (same PSF model used for all galaxies) Passive Active

Clowe c2 KSB+ (PSF weight size matched to galaxies’)

Hetterscheidt MH KSB+

Hoekstra HH  KSB+ g

Jarvis MJ Bernstein & Jarvis (2002) % Subtraction

Jarvis MJ2  Bernstein & Jarvis (2002) (new weighting scheme) :

Kuijken KK Shapelets (Kuijken 2006) £

Mandelbaum RM Reglens (Hirata & Seljak 2003) g

Nakajima RN Bernstein & Jarvis (2002) (deconvolution fighin S Do o

Paulin-Henriksson SP KSB+ &

Schirmer MS1  KSB+ (scalar shear susceptibility) ~

Schirmer MS2  KSB+ (tensor shear susceptibility)

Schrabback TS KSB+ Table 3. Broad classification scheme to distinguish different typieshear
Semboloni ES1  KSB+ (shear susceptibility fitted from popald measurement methods. Asterisks denote methods not testis ipaper.
Semboloni ES2  KSB+ (shear susceptibility for individualagées) The top-left quadrant is red; the top-right blue; the botiefth orange; and

Table 2. Table of authors and their shear measurement methods. The ke
identifies the authors in all future plots and tables.

been used elsewhere on real data, attempt to preserve darsimi

the bottom-right green.

subtracting the ellipticities of the PSF from that of eactagg
others attempt to deconvolve each galaxy from the PSF, amd me
sure the ellipticity of a reconstructed model. To obtain kapsa-

a pipeline as possible. Each method must first find and measuretion, some (“passive”) methods measure combinations @ixies’

the shape of stars in each image. It must interpolate the R&es
across the field, without assuming that it is constant. Ittrtiusn
find and measure the shapes of galaxies, correcting thero@ppr
ately for the effects of seeing. Note that we still considejeot
identification and classification to be part of a shear mesamsant
method, as shape biases can easily be introduced at this(pgin
Bernstein & Jarvis 2002; Hirata & Seljak 2003); howevert taak
is likely to be separated in future STEP projects.

All of the methods work by obtaining, for each galaxy, a two-
component polarisatios; that behaves like a generalised elliptic-
ity. Precise definitions of polarisation vary between mdthdut it
is important to note that easily measurable quantities doswally
change linearly with applied shear, so that # """ for all val-
ues ofy!®Pu* To obtain an unbiased shear estimator, methods must
determine how their polarisations change under an appliedrs
and compute either a shear susceptibility tef8gr= de;/d~; or
a shear responsivity fact®. These are essentially interchangeable
concepts, but with the word “susceptibility” used to implgasure-
ment from the higher order shape moments of each galaxy (whic
are then often averaged or fitted across a galaxy populatom)
the word “responsivity” to mean an average susceptibilitythe
population, measured from moments of the galaxy elliptidis-
tribution. In either case, this quantity can be inverted] ased to
form a shear estimator

F=(P) e (18)
or

. _ €

T=ER- (19)

When computing the mean shear from a limited subset of galax-
ies, such as those in one size or magnitude bin, we shalltigaés
two approaches to the calculation®f We try using the constant,
global value, as has been done in published work, and we iso t
calculatingR from the statistics of the smaller population. The lat-
ter is more noisy, but takes into account the evolution ofuggal
morphology between samples ($g&e5).

In table 3, the methods are broadly distinguished by théirso
tions to the two most important tasks in shear measurementeS
methods correct for the PSF at the catalogue level, by eagnt

© 2006 RAS, MNRAS000, 1-25

observed shape moments; other (“active”) methods sheardalmo
of an intrinsically circular source until it most closelysemnbles the
observed galaxy. We shall now provide a brief descriptiorasth
method, starting in the top-left quadrant of table 3. SitneeSTEP
program has dramatically sped the development of new shear m
surement methods (Refregier & Bacon 2003; Bernstein & darvi
2002; Massey & Refregier 2005; Kuijken 2006; Nakajima & Bern
stein 2006, Bridleer al. in preparation), we shall particularly con-
centrate on the latest developments in those algorithms.

3.1 Red class methods
3.1.1 KSB+ (Cl, C2, MH, HH, SP, MS1, MS2, TS, ESI and ES2)

The shear measurement method developed by Kaiser, Squires &
Broadhurst (1995), Luppino & Kaiser (1997) and Hoekstral.
(1998) is in widespread use by many current weak lensingegsrv
This has led to a high level of optimisation of the basic métfie
baseiMCAT code is publicly available from the world wide wéb
Many variations have been developed, and the ten impleti@ma
tested in this paper represent a cross-section of thoskakatbeen
applied to real data. The details of each method are comalied

in the appendix of STEPL1. The differences that STEP2 resedts
veal to be particularly significant are summarised agaialihet 4.

The core of the method requires the measurement of
the quadrupole moments of each observed galaxy imdge
weighted by a Gaussian of sizg. From these are formed a po-
larisation

_ [ I(x) W(x) r*(cos (20), sin(20)) d’x

(e, e2) = Jf1(x) W(x) r2 d2x » (20
where
W(x) = e (21)

The polarisation is corrected for smoothing of the PSF wa th
smear susceptibility tensdP*™ and calibrated as shears via the

3 http://wwifa. hawaii.edu/ ~kai ser/incat
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shear polarisability tensaP*": both of which involve higher or-
der shape moments. Using stars to denote measurementsténsm s
(for which a smaller weight function is sometimes used)dasdtof
galaxies, these form a shear estimator

5= (P'y)—l c_ p™ (Psm*)q e*] , (22)
where
pY — psh _ psm (Psm*)—l pshx (23)

The tensor inversions can be performed in full, but thesesomea
ments of faint objects are particularly noisy. In practisiece the
diagonal elements aP” are similar, and its off-diagonal elements
are about an order of magnitude smaller, it can be approgitinead
a scalar quantity. Many implementations of KSB+ therefamgpsy
divide by a shear susceptibility factor. The noisé&inhis also some-
times reduced by fitting it from the entire population as acfion
of other observable quantities like galaxy size and magdgitiRe-
ducing noise in any nonlinear aspect of shear measuremeitelis
because the lensing signal is so much smaller than bothtttiresic
ellipticity and photon shot noise, and must be obtained mgaily
averaging away those sources of noise over a large populatio
galaxies.

Unfortunately, fundamental limitations in the mathemaltic
formalism of KSB+ introduce further decisions that musbate
resolved to approximate an ideal scenario in practical émgin-
tations. The KSB+ method makes no provision for the effefts o
pixellisation; assumes that the PSF isophotes are comnceaird
is mathematically ill-defined for non-Gaussian or non-eoridc
PSF and galaxy profiles. The various implementations dpeelo
by groups participating in the STEP2 analysis represenbsaser
section of those choices.

Since STEP1, the TS method has incorporated a shear cali-;' = G f =T — ¢ ® f,

bration factor 0f0.917!, determined from the STEP1 results, but
without knowledge of the STEP2 data. STEP2 therefore tésts t
robustness of this sort of calibration. As in STEP1, the Cd an
C2 methods incorporate a calibration factonaf5 ! to eliminate

(5ot % Z(wunmweohs,\mmt) (25)

1 ,

= Z(u)rot/eobs,rot)
1 ot/_obs,unrot rot/_obs,rot

— ) (w"Ye™ + wt e (27)

2N 2

(3 =
3 =

Errors on these are estimated using a bootstrap technique.

(26)

3.1.2  Reglens (RM)

The Reglens (RM) method consists of two parts: the SDSS data
processing pipeline HOTO (lvezit et al. 2004), followed by the
re-Gaussianization pipeline (Hirata & Seljak 2003; Mabdeim
et al. 2005). The magnitude cut was adjusted, and one additional
subroutine was required for the STEP2 analysis, to propkigr-
mine the noise variance in the presence of correlated baakdr
noise. The STEP2 images are more crowded than SDSS images,
leading to occasional deblending problems. Objects witedale-
blending were automatically eliminated, after visual @xson in-
dicated that nearly all of them were really several galaxiey
close to each other.

PSF correction is performed via a two-step procedure that ad
dresses KSB+'s limitation of being exact only in the limit@aus-
sian PSF and galaxy profile. The PSF is first split into a Ganssi
componentG(x) plus a small residual(x), so that the observed
image

I=G+e)®@f=GRf+exf, (28)

wheref (x) is the galaxy image before convolution of the PSF, and
® signifies convolution. Assuming knowledge 6f it would be
possible to find

(29)

the galaxy image as it would appear when convolved with a per-
fectly Gaussian PSF. Althougfi is not known in practice, it is
convolved with a small correctioain the final equality, so equa-

the effect of close galaxy pairs. The C1 method uses a cdnstan tion (29) is fairly accurate even with an approximatign The

model of the PSF for all galaxies; the C2 method lets the difteeo
weight functionr; = r, change to match each galaxy. The new
SP method numerically integrates weight functions withixels,
uses the trace aP” from individual galaxies, and similar galaxy

SDSS and STEP2 analyses used an elliptical Gaussig asth
its size and ellipticity determined from the differencevbetn the
best-fit Gaussians to the observed image and the full PSEildR®s
alternatives to this approximation are discussed in Hiageljak

weights to the HH method. The ES1 method is based upon the LV (2003).

method from STEP1 but, rather than fitting the shear suduibyti
from the galaxy population as a function of size and mageititd
finds the twenty most similar galaxies in terms of those param
ters, and uses their average value. This same procedurese@su
the Sembolonéz al. (2006a) analysis of the CFHTLS deep survey.

Correction for the isotropic part of the now Gaussian PSF re-
gires a subtraction similar to that in KSB+ equation (22);ept
that Reglens directly subtracts moments of the PSF frometiobs
the galaxy {e. the numerator and denominator of equation (20))
before they are dividedi.¢. the ratio in equation (20)). Further-

Subsequent tests on STEP1 images suggested that bettés resu more, the moments are calculated using weight functidhs(x)

could be obtained by using individual measurement£dffrom
each galaxy, and ignoring the galaxy weights. These impnevis
have been incorporated into the new ES2 method.

One final finesse is required for methods that use weights

on each galaxy that could vary between the rotated and unro-

tated images. For alV pairs of galaxies, we determine normalised
weights

N w;
~
Zj:l wj

and then calculate three estimates of the mean shear inreage i

(24)

!
w; =

andW¢(x) that are the best-fitting elliptical Gaussians to the im-
age and to the PSF respectively. The advantage of thesevedapt
weight functions is that they do not bias the shape measurieone
require later correction. Correction for the anisotropgrtf the
Gaussian PSF is finally performed by shearing the coordsyate
tem, includingZ’, until G is circular.

In the absence of galaxy weights, a shear estimate for each
galaxy would be computed via equation (19). The shear resspon
ity

2 _ 2, 2 2 2
R=2—-02=2—(cl+e5— sz, — s,

(30)

is calculated from shape distribution statistics of therergalaxy

(© 2006 RAS, MNRAS000, 1-25
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Author  Pixellisation Galaxy weighting scheme Cal” factor  Shear susceptibility

JB Analytic integration None — Global mean shear respotysiti = 2 — (e?)
C1l Centre of pixel min(v, 40) 1/0.95 %Tr[P’Y], fitted asf(ry, ei)

Cc2 Centre of pixel min(v, 40) 1/0.95 %Tr[PW'], fitted asf (g4, €;)

MH Numerical integration 1/(0.15 + 02 + o (3 Tx[P7(ry)])?)  1/0.88 2Tr[P"], from individual galaxies

HH Numerical integration 1/(c2 + s2/((1 — £)Tx[P7])?) — (1— %)%Tr[PW], fitted asf (rq)

MJ Centre of pixel 1/1/€2 4 2.2552 — Global mean shear responsivi/

MJ2 Centre of pixel 1/s2 — Global mean shear responsivig/

KK Centre of pixel 1/(0.12 + 02 +02,) — Global mean shear responsivig/ = 1 — (2)
RM Centre of pixel f(S/N) — Global mean shear responsivig/

RN Centre of pixel 1/1/€2 + 2.2552 — Global mean shear responsivi/

SP Numerical integration 1/(0.15 + 02 + o(2 Tr[PV (ry)])?) — ZTr[P7], Individual galaxies

MS1 Numerical integration 1/02(ry, mag) — %Tr[PW’], fitted asf(ry, mag)
MS2 Numerical integration 1/02(ry, mag) — Full P tensor, fitted ag (ry, mag)

TS Numerical integration ~ None 1/0.91 %Tr[PW], from individual galaxies

ES1 Numerical integration 1 (ry, mag) + 0.442) — %Tr[PW’], smoothed from galaxy populatiof(r,, mag)
ES2 Numerical integration ~ None — %Tr[PV], from individual galaxies

Table 4. Choices adopted by each of the shear measurement methodgtiificantly affect their performance in this paper. Se=dppendix in STEP1 for
more details about the differences between the variouseimgnhtations of KSB+.

population and the error on each polarisatier, is calculated by
propagating measured photon shot noise in the image. Doting
analysis, it became apparent that, for the RM, MJ, MJ2 and RN
methods, it is necessary to recalcul®&en each bin of galaxy size

or magnitude when the catalogue is so split.

particular efforts are made to correct biases that arise fle use
of P” measured after shear rather than before shear.

Ellipto (Smith, Bernstein, Fischer & Jarvis 2001) also uaes
re-circularising kernel to eliminate the anisotropic cament of
the PSF, following (Fischer & Tyson 1997). It then repeatecb

To improve the signal to noise, galaxies are each weighted by detection to remove PSF-dependent selection biases. y3adéaci-

a factor

1

wW=-—"—"7>".
R

(3D

An estimate of the mean shear in each image is then simply

~ €

3= wz [ Sw, (32)
with a shear responsivity (Bernstein & Jarvis 2002)
R=>w(2-2k —kilef) / Y w, 33)

whereko = 02 — wo? andk; = w?o?.

Note that this calculation dR in the STEP2 images is much
more uncertain than in SDSS data, because the correlatéd bac
ground noise in the STEP2 images is not as well understoadk Co
sequently, this may introduce some bias into the STEP 2testhait
does not exist with the real data.

3.1.3  Other methods not tested in this paper

Rhodeser al. (2000, RRG) is a modification of the KSB+ method
for space-based data in which the PSF is small. In this ligfit,
becomes noisy. Like Reglens, RRG therefore deals diredtly w
moments rather than polarisations for as long as possibteper-
forms the subtraction before the division. The moments usea-

lar weight function, and therefore require correction fusttrun-
cation as well as the PSF. RRG uses a global shear respgnsivit
R~ 2— (2).

Kaiser (2000, K2K) also seeks a resolution of the Gaussian
PSF limitation in KSB+. The galaxy image is first convolvedasy
additional “re-circularising kernel”, which is a modelledrsion of
the observed PSF that has been rotatefily PSF correction and
shear measurement is thereafter fairly similar to KSB. Haxe

© 2006 RAS, MNRAS000, 1-25

sations are derived from moments weighted by the bestifitiethl
Gaussian. It is a partial implementation of BJO2, discussetie
next section, and primarily differs from BJO2 by using a dienp
re-circularising kernel.

3.2 Blue class methods
3.2.1 BJO2 (MJ and MJ2)

The remaining methods are based upon expansions of theygalax
and PSF shapes into Gauss-Laguerre (“shapelet”) basidoac
The JB and KK methods use them with a circular basis function,
as defined in equations (7) and (8), while the MJ, MJ2 and RN
methods use more general elliptical versions. Shapeleta aatu-

ral extension of KSB+ to higher order. The first few shapebsi®
functions are precisely the weight functions used in KSBithw,
reinterpreted as the shapelet scale giz&eneralised versions of
the P*" and P*™ matrices are derived in Refregier & Bacon (2003).
Extending the basis set to higher order than KSB+ allows dexnp
shapes of galaxies and PSFs to be well described, even whef th
lipticity varies as a function of object radius. The shapbbsis set

is mathematically well-suited to shear measurement beacafuthe
simple transformation of shapelet coefficients duringagpimage
manipulation.

The two Jarvis (MJ, MJ2) methods correct for the anisotropic
component of the PSF by first convolving the image with an ad-
ditional, spatially-varying kernel that is effectively x 5 pixels.
This convolution is designed to null both the Gaussian-iveid
quadrupole of the PSF as well as its next highe 2 shapelet co-
efficient (since it is then = 2 components of the PSF that mostly
affects the observed shapes of galaxies). For PSF eltiptcdf
order~ 0.1 or less, a x 5 pixel kernel is sufficient to round a
typical PSF up to approximately 50 pixels in diameter: mwariyér
than the PSFs used in this study.
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The shapelet basis functions are sheared, to make them ellip capture the maximum range of available scales for eachithdil/

tical, then pixellated by being evaluated at the centre of géxel.
Shapelet coefficientg,,, = 0 are determined for each galaxy in
distorted coordinate systems, and the polarisahility defined as

—1 times the amount of distortion that makes each object appear

round (.e. f22 = 0). Some iteration is required to get this mea-
surement to converge. In the distorted coordinate frame evtie
galaxy is round, the weight function for this coefficient isiecu-

galaxy. A complete software package to perform this anslged
shapelet manipulation is publicly available from the shefseveb
site*.

To model a deconvolved galaxy shape, the basis functions are
first convolved with the PSF in shapelet space, then intedrata-
lytically within pixels: thus undergoing the same procesas real
photons incident upon a CCD detector. The convolved basis-fu

lar Gaussian of the same size as the galaxy. Matching theeshap tions are then fit to the data, with the shapelet coefficientse® pa-

of the weight function to that of the galaxy has the advantage
the polarisability no longer requires correction for tration biases
introduced by the weight function.

Finally, a correction for the PSF dilution (the circulanigief-
fect of the PSF) is applied by also transforming the PSF ihi® t
coordinate system, then using formulee proposed by Hiratzl& S
jak (2003).

The two methods (MJ, MJ2) differ only in the weights applied
to each galaxy. The MJ method is identical to the MJ method use
for the STEP1 study. It uses weights

1
Ve +22552
wheres, is the uncertainty in the polarisability due to image shot
noise, as measured in the coordinate system where the galaxy
round. STEP1 revealed that this optimised weight gave mecore-
sponsivities as the input shear became larg®.(1). For this study,
method MJ2 was therefore added, which is identical excegitith
uses weights that are not a function of the galaxies’ patidss

(34)

wMy =

(39)

wmi2 = —35 -
S5

These weights should be less biased for larger input shEaedVJ
weight might be more appropriate for cosmic shear measuremne
and the MJ2 weight for cluster lensing.

The shear responsivitR for the MJ2 method is the same as
that in equation (33). For the ellipticity-dependent weigked by
the MJ method, this is generalised to

) [w (2 = 2ko — kalel?) + €22 (1 — ko — k1\5|2)]
= S
where the summations are over the entire galaxy populatioioy

each size or magnitude bin. For either method, an estimattgeof
mean shear in each image is then

~ €
G = wg [ >Sw.
Note that, in the absence of shape noise, equation (36)depes

the extra(1—¢2/2) term multiplying P” in the HH implementation
of KSB+ (see table 4).

» (36)

(37)

3.3 Orange class methods

3.3.1 Shapelets (JB)

rameters. Reassembling the model usingonvolved basis func-
tions produces a deconvolved reconstruction of each galhg
performs better than a Wiener-filtered deconvolution in riesu
space, because shapelets have a preferred centre. Trabbkev/hi-
sis functions act as a prior on the reconstruction, loaadigiin real
space (and also allowing a slightly higher resolution atcetral
cusp than at large radii). The deconvolved model can als@te r
dered free of noise by ensuring that a sufficient range oescale
modelled to lower the residual®, 4,..q to exactly unity. Unfortu-
nately, achieving exactly this target is hindered by thesgnee of
correlated background noise in the STEP2 simulations rpwat-
ing the noise covariance matrix is mathematically triviat bom-
putationally unfeasible, and a practical implementatias hot yet
been developed. Proceeding regardless, the shape of #iigian
model can be directly measured (see Massey. 2004b; Massey
et al. 2006), including itsinweighted moments. These can not be
measured directly from real data because observationaé ne-
vents the relevant integrals from converging.

Once a deconvolved model is obtained, extraction of a shear
estimator is easy. It could mimic the KSB method. However, re
moving the weight function (like the Gaussian in equatiof))f2
makes the polarisation itself into an unbiased shear esiima

[ f(x) r? (cos (20), sin (20)) d%x
7= Jf f(x)r? d>x '
The numerator of this expression has a shear susceptiljitsl e
to the denominator. But that denominator is a scalar quamtith
explicitly zero off-diagonal elements in the susceptipiliensor,
which can therefore be easily inverted. It is also a simptelipct
of a galaxy’s flux and size, both low-order quantities that be
robustly measured. The method is intended to be completedg
for as long as possible, and to introduce minimal bias fondagnt
objects in this final division. Since the denominator alsarges
during a shear, a population of galaxies acquires an ovshakr
responsivity factor

R=2— ().

(38)

(39)

The method is still under development. The shear respon-
sivity factor has currently been calculated only from theiren
galaxy population. No weighting scheme has yet been apptied
the shear catalogue when calculating mean shears. Oncéegala
have passed crude cuts in size, flux, and flags (which ind&tate
cessful convergence of the shapelet series and of theaeyahey
are all counted equally. These aspets will be improved ifithee.

The Bergé (JB) shear measurement method uses a parametri% 4 Green class methods

shapelet model to attempt a full deconvolution of each galax
from the PSF. Deconvolution is an ill-defined operation ineyal,
since information is irrevocably lost during convolutidnshapelet
space, however, it is easy to restrict the galaxy model thudtec
only that range of physical scales in which information ipented
to survive. Massey & Refregier (2005) describes an itegadigo-
rithm designed to optimise the scale size of the shapelettahus

3.4.1 Shapelets (KK)

The Kuijken (KK) shear measurement method assumes that each
galaxy was intrinsically circular, then shears it, and smeaby

4 http://ww. astro. cal t ech. edu/ ~rj nl shapel ets
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the PSF, until it most closely matches the observed image. Th
shear required is the stored as the polarisatioAs described in
Kuijken (2006), this approach is desirable, because itietstood
precisely how a circular object changes under a shear.

This process could operate in real space; however, the con-

venient properties of shapelets make the required imagéponan
lations easier and faster in shapelet space. The pixellatade
need be accessed only once, when each galaxy is initiallyndec
posed into shapelets (without deconvolution). Models ofutar
sources can have arbitrary radial profiles, parametrizeshbpelet
coefficients withm = 0 andn < 12. This is sheared in shapelet
space to first order ir, although, in principle, this could also be
increased to accommodate more highly elliptical objecisoAn
shapelet space, it is smeared by a model of the PSF. Sineeither
only one shapelet decomposition overall, and one forward@o
lution for each object, the code is much faster than the 8¢€i8)
method. Furthermore, the decomposition uses completéipgo-
nal shapelet basis functions, so the errors on shapeldiaeefs
are also uncorrelated at that stage. To avoid iterating éuerd-
position, the optimum scale sizefor each object is approximated
from SEXTRACTOR parameters, and the range of scales is fixed
in advance. In the current implementation, the basis fonstare
evaluated at the centre of each pixel. Since both the PSFhend t
galaxy are pixellated, its effects ought to drop out. In whthe
orthogonality of the shapelet basis functions, this apgiaa sat-
isfactory as long so the range of scales is small, and oseil&
in the basis functions remain larger than the pixel scafeRerry,
Hobson & Withington 2004).
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rated in Nakajima & Bernstein (2006). Like MJ and MJ2, it gisea
the shapelet basis functions until they match the elligtiof the
galaxy. The amount of distortion that makes an object apjoesd
(i.e. f2,2 = 0) defines the negative of its polarisability

Since no PSF interpolation scheme has yet been developed,
the pipeline deviates from the STEP rules by using prior Know
edge that the PSF is constant across each image (but notdretwe
images). Deconvolution from the PSF is performed in a simila
fashion to the JB method. The Gauss-Laguerre basis furscticn
convolved with the PSF to obtain a new basis set. These ate eva
uated at the centre of each pixel. The new basis functionfitare
ted directly to the observed pixel values, and should fullptare
the effect of highly asymmetric PSFs or galaxies, as wellhas t
effects of finite sampling. The fit iterates until a set of shea
Gauss-Laguerre basis functions are obtained, in which dkéic
cientsf2,0 = f2,2 = 0 and hence the deconvolved galaxy appears
round. All PSF coefficients were obtainedno< 12, and galaxy
coefficients ton < 8.

The weights applied to each galaxy are optimised for small
shears, using the same prescription as the MJ2 method in equa
tion 35. The shear responsivify is similarly calculated using 36,
averaged over the entire galaxy population or within sizéraag-
nitude bins as necessary.

The evolution of the RN method during the STEP2 analysis
highlights the utility of even one set of STEP simulationsthe
first submission, it was noticed that a few outlying sheaneses
in each field were destabilising the result. These were ifilethtas
close galaxy pairs, so an algorithm was introduced to rerttese,

To determine the shear required to make a circular source and the size and magnitude cuts were also gradually adjosted

match each real galaxy, a fitis performed using a numericgles
Newton-Raphson algorithm, which is quadratic in shapedeffc
cients, the centroid and the shear. Since the galaxies arealty
all circular, in practice the global population does havemtrivial
shear susceptibility or “responsivityR. For an ensemble popula-
tion of galaxies, this is a scalar quantity. As can be deddicad
equation (11), it involves the variance of the intrinsicgrdation
distribution

R=1-(e). (40)

Unlike other methods that use a shear responsivity coarctinis
guantity was calculated only once for the KK method, from the
entire galaxy population. However, the calculatior(@¥) properly
takes into account the galaxy weights
2
) @

(€3 = > [w(‘ﬁz +e5 —s2, — 52, ] (X w(er+e2)
i Sw Sw
wheres., is the noise on each polarisation calculated by propagat-
ing photon shot noise, and the weight for each galaxy is
_ 1
@I 57, 4,

Note that the estimates of errors on the polarisations didai®
into account the fact that the background noise was coeetlag-
tween adjacent pixels, and are therefore likely to be urstiere
mated.

Shear estimates for individual galaxies are then compuned s
ilarly to equation (37), but wherg = e¢/R here.

w

(42)

3.4.2 BJO2 (RN)

The “deconvolution fitting method” by Nakajima (RN) implente
nearly the full formalism proposed by BJO2, which is furtb&bo-

© 2006 RAS, MNRAS000, 1-25

several iterations to improve stability.

3.4.3  Other methods not tested in this paper

Im2shape (Bridleet al. 2001) performs a similar PSF deconvolu-
tion, but parametrizes each galaxy and each PSF as a sunipef ell
tical Gaussians. The best-fit parameters are obtained viarkdv
Chain Monte-Carlo sampling technique. Concentric Gaussiae
usually used for the galaxies, in which case the elliptistthen a
direct measure of the shear via equations (1) and (2). Femalt
tive galaxy models using non-concentric Gaussians, stetana
tors like that of the JB method could also be adopted. Thevéict
or “passive” classification of this method is somewhat opeimt
terpretation.

4 RESULTS

Individual authors downloaded the simulated images andtrain
own shear measurement algorithms, mimicking as closelyas p
sible the procedure they would have followed with real dilane
of the authors knew the input shears at this stage. Theirgakt-
alogues were then compiled by Catherine Heymans and Richard
Massey. Independently of the other authors, the mean sinezash
image were compared to the input values. Galaxies in theunedis
catalogues were also matched to their rotated counterpadso
objects in the input catalogues, with 4 tolerance. Except for de-
termining false detections or stellar contamination inrtteasured
catalogues (which were removed in the matched catalognes),
results using the input shapes are presented in this paper.

In this section, we present low level data from the analyses,
in terms of direct observables. For further discussion atefpre-
tation of the results in terms of variables concerning glsbavey
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PSF model from TS implementation of KSB+

Imageset o) \)x RADIUS 1 &2
A 0.334" [0.68:0.10)%  (1.21£0.0M)%
B 0.334" <(0.66£0.07)%  (1.28+0.05)%
c 0.406" <0.47£0.01)%  (0.97+0.06)%
D 0.390" (11.49£0.11)%  (2.20£0.14)%
E 0.390" -(2.21£0.14)%  (11.29:0.16)%
F 0.392" <0.01£0.12)%  (0.01+0.01)%

Table 5. PSF models for the six sets of images used in the STEP2 anal-
ysis by the TS implementation of KSB+, averaged over stathénsim-
ulated images. These quantities may be more familiar to s@aders.
FLUX_RADIUS is directly from SExttractor, and the ellipticitiesre all
measured using a Gaussian weight function of rms size= 0.6” =
3pixels.

and instrumental performance, s To conserve space, only a
representative sample of the many results are displayed ke
rest is described in the text, in relation to the illustratexamples,
and is also available from the STEP websitEirst, we shall de-
scribe the measurement of stars; then the number densiglaft-g
ies and then shears in each set of images. Finally, we shialirep
galaxy catalogues by objects’ observed sizes and magsitude

4.1 PSF modelling

The first task for all shear measurement methods is to igestéf's

and measure the shape of the PSF. Table 5 lists parametérs of t
PSF model generated by the TS implementation of KSB+. These
quantities are more familiar than those derived analytidabm

the shapelet models, and also demonstrate the differeetesdén
measured PSF ellipticities and inputs described in tabléé.few
percent polarisations measured for components of PSFs dEand
that should be zero are typical of several other methodsseltraty
explain the peculiar residual shear offsets describe iB.

4.2 Galaxy number counts and the false detection rate

The methods used a variety of object detection algorithrdsata-
logue selection criteria. For each method and each PSE, édlsits
the density of objects per square arcminutg,s, their mean mag-
nitude, and the percentage of false detections. Clearly)ads that
are able to successfully measure the shapes of more (Jejatiex-
ies, while avoiding false detections, will obtain a strongeasure-
ment of weak lensing, especially because the lensing sayoals
cumulatively with galaxy redshift. The false detection atellar
contamination rate is generally low, and the effective symepth
is lowered by less than 0.1 magnitudes for all methods aftgcim
ing rotated and unrotated catalogues. Nor does matching aav
significant effect upon the overall mean polarisation ofags,
which is always consistent with zero both before and afteicha
ing — as might not have been the case in the presence of selecti
effects (Bernstein & Jarvis 2002; Hirata & Seljak 2003).
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Figure 4. An example of the inputs measured shear for one representa-
tive method. This is for the first component of shear meashyethe KK
method in image set F. It is neither the best method on thigéns®t, nor
the best image set for this method, but shows behaviour shigpical of
most. The grey squares and diamonds show results from indepeanal-
yses of the rotated and unrotated images; the black cirbies the effect
of matching pairs of otherwise identical galaxies. Thedratpanel shows
deviations from perfect shear recovery, which is indicatelgoth panels by
solid lines. Linear fits to the data are shown as dashed [iFtes fitted pa-
rametersn (shear calibration bias) and(residual shear offset) are plotted
for all methods and all for all images sets in figure 5.

are likely to be correlated in a complicated fashion. Galsedec-
tion effects and weighting schemes are discussé8.thands5.7.

4.3 Shear calibration bias and residual shear offset

Table 6 also shows the measured dispersion of shear estima-

tors o, for each population. This statistic represents a combina-
tion of the intrinsic ellipticity of galaxies and the shapeasure-
ment/PSF correction noise introduced by each method. Laaler
ues will produce stronger measurements of weak lensingeSin
shear measurement is more difficult for smaller or faintdaxga
ies, and the intrinsic morphology distribution of galaxiesies as

a function of magnitude in images other than setB,; ando,

As with STEP1, we assess the success of each method by com-

paring the mean shear measured in each image with the knewn in
put shearsy."™*. We quantify deviations from perfect shear re-
covery via a linear fit that incorporates a multiplicativalibration
bias” m and an additive “residual shear offset” With a perfect
shear measurement method, both of these quantities woulerbe

(© 2006 RAS, MNRAS000, 1-25
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Author Image Ngals mean mag % mag oy
set original / matched (original) decrease  original / matched
1B A 37(0) 25 24.04 1.2 0.012  0.007
C 28(1) 21 23.50 1.0 0.014  0.008
c1 A 51(2) 45 23.70 0.3 0.008  0.003
C 46(2) 40 23.64 0.4 0.009  0.003
c2 A 50(2) 45 23.70 0.3 0.008  0.003
C 45(2) 40 23.64 0.4 0.009  0.003
MH A 38(0) 35 23.68 0.4 0.008  0.003
C 33(0) 29 23.56 0.5 0.009  0.004
HH A 28(0) 26 23.05 0.2 0.010  0.002
C 24(0) 21 22.97 0.3 0.012  0.002
MI A 27(1) 24 23.30 0.3 0.009  0.003
C 25(0) 22 23.26 0.4 0.009  0.003
MI2 A 27(1) 24 22.58 0.1 0.014  0.002
C 25(0) 22 22.48 0.2 0.016 0.002
KK A 32(0) 26 23.46 0.5 0.009  0.003
C 27(0) 21 23.35 0.5 0.010  0.003
RM A 36(0) 32 23.41 0.3 0.009  0.002
C 27(0) 23 23.21 0.4 0.010  0.003
RN A 22(1) 19 23.10 0.3 0.009  0.003
C 16(1) 13 23.03 0.5 0.011  0.004
sp A 27(11) 15 23.13 0.4 0.014  0.003
C 25(10) 13 23.10 0.4 0.016  0.004
MS1 A 43(1) 39 23.68 0.3 0.007  0.003
C 37(1) 33 23.55 0.3 0.008  0.003
MS2 A 41(1) 36 23.46 0.1 0.010  0.004
C 35(1) 30 23.26 0.1 0.013  0.006
Ts A 40(0) 36 23.74 0.5 0.008  0.004
C 34(0) 29 23.64 0.6 0.010  0.005
Esi A 40(0) 34 23.81 0.6 0.008  0.003
C 35(0) 30 23.71 0.7 0.008  0.003
ES2 A 40(0) 34 23.74 0.6 0.016  0.009
C 35(0) 30 23.69 0.7 0.017  0.009

Table 6. Number density of galaxies used by each method, and the stesmurement noise from those galaxies. The number of galper square arcminute
are listed for the unmatched unrotated/rotated catalognésafter matching. The number in brackets is the percemtisfars or false detections

Since the input shear is now applied in random directionaneea-
sure two components eachnafandc, which correspond to the two
components of shear,

() =

input

(F2) = 72 (43)
An illustrative example of one typical measurement of thet fir

input
= my T +a

input
may, T+ ea .

component of shear is shown in figure 4. The grey points corre-

spond to sets of rotated and unrotated galaxies, and araiesgl
in §4.4. In this example, the negative slope of the black dashed |
in the bottom panelf.;) shows that this method systematically un-
derestimates shear by 2.5%. However, the negligiblg-intercept
shows that the PSF was successfully corrected and no résitha

calibration ¢1) remained. The measurement of the second compo-

nent of shear is not shown. Note that the range of input shaar v

ues is smaller than STEP1 and, in this weak shear régimes non

of the methods exhibit the non-linear response to shearwihn
the strong signals in STEP1. We therefore do not attempt ® fit
guadratic function to any of the sheaninshear out results.

4.4 Combining rotated and unrotated galaxies

An important advance in this second STEP project is the simul
taneous analysis of galaxies that had been rotategObybefore
the application of shear and convolution with the PSF. This ¢

© 2006 RAS, MNRAS000, 1-25

largely remove noise due to scatter in galaxies’ intrinsarphol-
ogy, but complicates the production of a joint shear catzogs-
pecially where the galaxies are given different weightshia two
catalogues.

Taking the rotated and unrotated sets of images indiviguall
we obtain two sets of mean shear estimatgr&™°*) and (7°°%),
which are defined in equations (25) and (26). We typically firat
mit ~ mPPt and®t & —c™ ", Such stability to changes in
image rotation is to be expected: cross-talk between igiliptand
shear directions are second orderjiraccording to equation (2),
and the mean ellipticity is overwhelmingly dominated by the
trinsic ellipticities of a finite number of galaxies (as damtrated
by the offset between the squares and diamonds in figuretd)- In
igingly, for the MS1 and MS2 methods, the shear calibratii@s b
changes significantly between the rotated and the unrotated
logues, and when the two are matched. These methods useismall
galaxies than most, including some 26% around or below the
stellar locus on a sizes magnitude plane, and this effect may be
caused by instabilities in the PSF correction of the smialkes an
alternative explanation, there are also second-ordectsffieherent
in the non-linear lensing equation that involve the dot picicbf
ellipticity and shear, which would become significant in fires-
ence of an ellipticity-dependent selection bias. Howewerdo not
understand why this would affect only this pipeline and rtbecs.
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F are plotted in figure 4. The fitted parameters for all of theash
measurement methods, on all of the PSFs, are shown in figure 5.
Parameters measured from the matched pair analysis ar@ahbiso
lated in the appendix. Results from the most successfulodstare
averaged across all of the sets of simulated images and cethpa
directly in figure 6.

0.06 - -

4.5 Analysis as a function of galaxy population

Itis possible to measure the mean shear correctly from a [zop-
ulation of galaxies, but to underestimate the shears in samde
overestimate it in others. This was frequently found to leedhse
in STEP2 data as a function of galaxy size or magnitude, bué€o
lations could also be present as a function of galaxy mongicél
type. Anything that correlates with galaxy redshift is pararly
important, and figure 7 shows the correlation of shear catitm
bias and residual shear offset with galaxy size and magmitad
an illustrative selection of shear measurement methodso@fe,
these proxies are not absolute: the fundamental paranuétetsr-
est are the size of galaxies relative to the pixel or PSF aizé the
flux of galaxies relative to the image noise level. This mestaken
into account before drawing parallel conclusions on datsfsem
shallower surveys or those taken in different observinglit@ams.
0.08 E The results for the TS method are fairly representative aftmo

[ 1 implementations of KSB+. The calibration bias changes 2+0.

)} 0.3 between bright and faint galaxies. The mean shear atitbr
b bias changes between methods by merely raising or lowekhisg t
| curve. The ES2 curve is least affected, with only &% change.
E The shear calibration bias also generally changes as adoraft
] galaxy size. The HH method controls this the best, no doubtadu
] its fitting of P” as a function of size only. However, this method
( ] still displays significant variation as a function of magui¢; it is
b ] not clear in figure 7 because the final point expandgtheis scale.
H 2 The fairly constant residual shear offset as a function déxga
002 N | ] magnitude is typical; as is the dramatic improvements fggeér
1 ] galaxies in the image sets D and E with highly elliptical P.SF&t
demonstrates that it is a PSF-correction problem. The RMhaaet
behaves similarly to the implementations of KSB+.

Other methods exhibit more idiosyncratic behaviour. The
main difference is between the KK method and the others S&au
global shear responsivitit. This was calculated only once for the
KK method, from the entire galaxy population. For the othetim
ods, it was recalculated using a subset of galaxies for daetand
magnitude bin. The large trends in the shear calibratios aga
function of size and magnitude merely reflect the evolvirgrdi
bution of intrinsic galaxy ellipticities. The MJ, MJ2, RM arRN
methods also all look like this with a single value Bf and the
KK method would presumably be improved by this step. The JB
results are atypical, but their additional noise level espnts that
in all analyses lacking an optimal galaxy weighting scheme.
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Figure 6. Comparison of shear measurement accuracy from differetit-me
ods, in terms of their mean residual shear offg§gtand mean shear cal-
ibration bias(m). In the top panel, these parameters have been averaged
over both components of shear and all six sets of images;atterb panel
includes only image sets A, B, C and F, to avoid the two higlhiiptecal
PSFs. Note that thentire region of these plots lie inside the grey band that
indicated good performance for methods in figure 3 of STER&. fEsults

from methods C1, SP, MS1 and ES1 are not shown here.

5 INTERPRETATION

We shall now revisit the questions posed in the introductoam-

We have not attempted to investigate this isolated effechame cerning the accuracy with which current methods can measure

detail.

We obtain a third set of parameters, and ¢; from the
matched catalogue witlyy) defined in equation (27). In general,
we find thatm; ~ (my™°" + m°*)/2 andc¢; ~ ™™ — i,
with significantly smaller errors in this matched analygis. ex-
ample of all three shear estimators for the KK method on insage

shear, and in which régimes that accuracy begins to deaéeio
By noting the variation of results with different PSFs, walsim-
vestigate the effects of changing atmospheric and obsgom-
ditions. We shall also investigate the effects of image Ipsation,
galaxy morphology and morphology evolution, selectiorsegand
weighting effects. In light of our results, we shall theniesv the

(© 2006 RAS, MNRAS000, 1-25
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Figure 7. Variation in shear calibration bias and residual sheaebfis a function of galaxy magnitude and size, for a repraeatsample of methods. The
input values of these are used, which do not have noise. Tibe’“sn the abscissee is the unweighted rms size of galaxdes équation (53) in Massey &
Refregier (2005). The six coloured lines in each plot cqroesl to the six sets of images, coloured in the same way asurefg In all cases, measurements
of the two components of shear have been averaged.
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consequences for previously published measurements aficos than1% accuracy. The most successful KSB+ correction was the

shear. HH implementation. The residual shear offsets are smallékt
The rotated pairs of galaxies provide an unprecedentetidéve  large galaxies, and deteriorate only as galaxies get smalhs

discriminatory power, and we can now identify high level sesiof behaviour is as expected if the problems are caused by iegierf

shear measurement error. Overall, both the shear cabhr@tiul- PSF correction.

tiplicative) bias and anisotropic PSF correction (adéitigrrors de- Many methods have a spurious residual shear offset in both

pend upon the PSF model. From this information, we can deduce components of shear, while the PSF is highly elliptical itydahe
that some aspects of shape measurement have been suitably co ¢, or 2 direction. This cross-contamination might come from the

trolled. We can deduce that others still provide difficuétyd it is ignored off-diagonal elements of tHe*™ tensor in KSB+, and is

work in these identified areas that will provide a route to diee indeed slightly better controlled in MS2 (with the full temsnver-

sired sub-percent level of precision. This section dessrilarious sion) than in MS1. However, this can not explain all of theeff

lessons that we have learned from our tests, in terms of ligh | the off-diagonal elementsre exactly zero for the circular PSF in

variables. image set F, and a few methods (JB, C1, RN, SP, MS1, ES2) have
a significantly non-zero residual shear offset for even seisof
images.

5.1 PSF size A more likely source of the contamination lies in the mea-

surement of stellar ellipticities. The non-zero residuedar offsets
with image set F probably come from shot noise in the measure-
ment of PSF ellipticity, which is higher than the shot noise f
galaxies because of the smaller number of stars. It willefoze

be worthwhile to make sure that future methods gather the-max
mum possible amount of information about the PSF. In pdeicu
small galaxies provide as much information about the PSheis t
own shapes, and this is currently discarded. Furtherm@esm®
and E are not only highly elliptical, but also skewed. Theteen
of those PSFs therefore depends strongly on the size of tightve
function used. While the main direction of ellipticity istin doubt,
changing the centre of the PSF also perturbs its apparguticty.

Within the precision accessible by this analysis, all ofethods
are reassuringly tolerant to reasonable changes in obgetondi-
tions. Image set A).6” FWHM PSF) represents typical seeing at a
good site, and image set G.§¢”” FWHM PSF) the worst that might
be expected for a weak lensing survey after appropriatsdeje
scheduling.

Differences in the residual shear offsets between the t¢# se
of images with different seeing are generally not significamme
few methods with a significant difference are JB, MH, KK and ES
In all four cases, the 2-s30ffset is incy but notc.. The two KSB+
methods have a positive offset, and the two shapelets metiaa

a negAatlve onet, EUt no gtt;enetrr?l gor&clusmntse:ems_mann;es;. ;. The C1 method, with a fixed stellar weight function and a camst
brati N slxpec ‘eh,‘ most me : S de;nons Iral1e|m|n|ma shear call- pgp model, removes stellar ellipticity more consisteritat the C2
ration bias with image set A, and fare slightly worse on imag method, in which the size of the stellar weight function iewdd to

set ﬁ Shear cagbratipn biasdfqr the JBmand 5'\: m?trﬁ?s Sﬁtab match each galaxy (although matching the galaxy weighttfonc
to changes in observing conditions at the0.5% level. The provides a better shear calibration). Methods that invalgeon-

KSB+ method achieves- 1% consistency, although its applied volution from a full model of the PSF, or correction of PSF non

shear calibration factor is apparently a little overzealou Gaussianity, and which allow the galaxy centroid to itecateing

KSBNO glﬁbzl trf{nds emirgehthat are ible to include i”ﬂ:’:;he this process, do indeed seem to be able to better control RSF e
+ methods. However, for the generally most success ticity and centroiding errors.

implementations by MH, HH and TS, as well as the BJO2 (MJ, We cannot conclusively explain the cross-contamination of

MJ2) methods;n is higher in image set C than in set A. These )y, shear components by a PSF strongly elongated in only one
methods_ are all on th? top row of table 3, and correct for thélﬁs direction, but hypothesise that it is introduced by skewrsesl sub-
;ubtract|ng comblnat_lons of shape moments. The trend &sed . structure in the PSF. Neither of these are addressed by timalfo

in the KK deconvolution method on the bottom row, and the-cali ism of KSB+, and they are both controlled more reliably by eew
bration bias d_oes notvary in the_JB and RN methpds. The;ec:torr methods that explicitly allow such variation. However, stalso

for the PSF via a full deco_nvol_utlo_n. AIthou_gh all implemetions worth noticing the remarkable success of most methods oer oth
.Of KSB.+ do not necessarily fit thls-trend, it dpes suggest thet image sets with more typical PSF ellipticities, and remagkihat
isotropic component of the PSF might be being overcorrebed i fill a small effect that will not dominate shear measnent
some moment subtraction schemes. Furthermore, as the PSF MOy the near future.

ments get larger, this oversubtraction exaggerates [siaétin ef- Our investigation of PSF effects in the STEP2 images is con-

fects (se€5.3). The best PSF correction is generally attained by fused by other competing manifestations of imperfect shesa-
methods that model the full PSF and attempt to deconvolvh eac surement. and the realism of the simulations. The cominaif

galaxy — but this currently works on slightly fewer galaxiese image pixellisation (seg5.3), correlated galaxy sizes and magni-
§5.6). tudes, and the evolution of intrinsic galaxy size and molgin
as a function of redshift all hinder interpretation. Higlpeecision
o tests in the future will counterintuitively requitess realistic simu-
5.2 PSF ellipticity (and skewness) lated images: for example, ones that are tailored to conpthes-
Image sets D and E demonstrate the ability of methods to cor- Wise identical galaxies at fixed multiples of the PSF size.
rect for highly elliptical PSFs, and can be compared to imsege
F, which has a circularly symmetric PSF. Imperfect corgecfior
PSF anisotropy will emerge mainly as a residual additivash#-
set,c. The method that was most efficient at removing all the dif- This is the first STEP project in which the input shear has lzgen
ferent strengths of PSF anisotropy to better tha?% accuracy plied in many directions, and in which the two componentshefs
was MJ/MJ2, and all of the PSF deconvolution methods haétett can be measured independently. In general, residual sfisetse

5.3 Pixellisation effects

(© 2006 RAS, MNRAS000, 1-25
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are consistent between components. However, we find that;the
component, aligned with the square pixel grid, is typicatiga-
sured more accurately than the component, along the diagonals.
This is even observed for image set F, in which the analytiE PS
is circularly symmetric. Since there is no other preferrigdation,
this phenomenon must therefore be an effect of pixellisatim-
age pixellisation, which is similar (but not identical) torvolution,
slightly circularises galaxies, thereby reducing theipgtity. Not
explicitly correcting for pixellisation may therefore dam both
the generall — 3% underestimation of1, and the slightly larger
underestimation of2, in which direction the distance between pix-
els is exaggerated. For almost all methods, we consistindyhat
mi1 > ma.

In KSB+, there is no formal mathematical framework to
deal with image pixellisation. Two different approachesenbeen
adopted to approximate the integrals in equation (20) wiitelp
lated data. The C1 and C2 implementations calculate thesvalu
of the weight functions at the centre of each pixel and themfo
a discrete sum; all of the others numerically integrate tleégiat
functions by subdividing pixels into a number of smallerioag.
Neither approach is ideal. Independent experiments by Tinneh-
back, running objects with Gaussian radial profiles thoughrh-
plementation of KSB+, have shown that pixellisation canseaa
systematic underestimation ©&nd P*™, and an overestimation of
P!, This effect can be up te' 10% for small objects. However, as
stars and faint galaxies are similarly affected, the errothe shear
estimate approximately cancels. Integration using lilydaterpo-
lated sub-pixels makes the measurement more stable to khe su
pixel position of the object centroid, but slightly increaghe indi-
vidual bias. Bacorr al. (2001) tested a variant of the C1 method,
and found a similar- 13% overall calibration bias, which was used
to correct subsequent measurements. With hindsight, ffezetit
calibration ofy; and~. are also already visible in that work.

The MJ2, KK and TS methods are least affected by pixellisa-
tion. This might have suggested that the extraction of arsbsta
mator by shearing circular objects removes the problemg iteot
for the peculiar behaviour of the RN method. For this metliod,
age sets A and C follow the usual pattern that > ms, but that
bias is reversed when PSF is circular (image set F and the zero
ellipticity components of PSFs D and E). The SP method islaimi
Strangely, the JB method, which ostensibly tries the hatdeseat
pixellisation with mathematical rigour, displays the mdifterence
betweenm; andms. However, this method does break a trend by
not having an overall negative shear calibration bias.iff has is
indeed caused by pixellisation, this method appears to heost
successfully eliminated it.

Pixellisation could also hinder shear measurement, amdj bri
about the observed results, via two additional mechaniinstly,
it may exaggerate astrometric errors in the PSF, and prothece
consequences described in the previous section. We wouldh-be
able to distinguish these effects. Secondly, the undertiagnpf
objects may also fundamentally prevent the measuremetteaf t

high order shape moments. All of the STEP2 PSFs (and hence the,

galaxies) are Nyquist sampled. It would be unfortunate émst
ing if Nyquist sampling were theoretically sufficient to rseee as-
trometry, but not shapes. As it happens, for methods otlaer ¥,
the pixellisation bias is more pronounced forimage set @(poor
seeing, and therefore better sampled) than on image setth (wi
good seeing). This suggests that the pixellisation effeetsor due

to undersampling. The STEP1 simulations had the same piatd s
but worse seeing~ 1" FWHM), so objects were better sampled
there.
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We therefore hypothesise that the circularising effecfsal-
lisation explain the general underestimation of shear hediffer-
ential calibration of they; and~, components. Indeed, a dedicated
study of simulated images with varying pixel scales by Highl.
(in preparation) supports this view. They find that the slcaéibra-
tion bias of the RRG method tends to zero with infinitely smpad
els, grows linearly with pixel scale, and that the bias ~ V2mi.
Because of the isotropy of the Universe, this differentalilra-
tion of shear estimators ought not affect two-point cosnhieas
statistics. But it can certainly affect the reconstructadrindivid-
ual cluster mass distributions, and is inherently quitealisert-
ing. The next STEP project will feature sets of images wittyivay
pixel scales to investigate this effect on a wider scalehénrhean
time, dealing properly with pixellisation will provide agmising
direction for further improvement in shear measuremenhoux.

5.4 Galaxy morphology

The introduction of complex galaxy morphologies tends taler
shear measurement with KSB+ methods. The shear calibitzifisn
is more negative with image set A (shapelet galaxies) thah wi
image set B (simple galaxies) for the C1, C2, MH, SP, MS1, &S an
ES1 implementations. Of the implementations of KSB+, only H
and MS2 reverse this trend. This is perhaps not surprisivgng
the inherent limitation of KSB+ in assuming that the ellgitly of a
galaxy does not change as a function of radius.

Many of the newer methods deal with complex galaxy mor-
phologies very successfully. Particularly KK, but also ¥é& and
MJ2 methods, have no significant difference in the sheabrmali
tion bias or residual shear offset measured between imageise
and B. Future ground-based shear surveys are thereforleeiynli
to be limited at the 0.5% level by complex galaxy morpholsgie
Indeed, it is apparent in figure 2 that most of the substrectur
galaxies that will be used for lensing analyis is destroygdhe
atmospheric seeing. Although complex galaxy morphologiey
become important at the level of a few tenths of a perceny, dioe
not currently pose a dominant source of error or instahitityhear
measurement from the ground.

One of the crucial findings of this study, however, concerns
the effect of galaxy morphologyolution. This could potentially
affect the calibration of shear measurement as a functigalaiy
redshift, and is investigated further in the next section.

In the next STEP project, which will simulate space-based ob
servations, we shall repeat our investigation of galaxyphology
by comparing three similar sets of image simulations. Gatab-
structure will be better resolved from space and, becasgatax-
ies observed there are likely to be at a higher redshifty thiinsic
morphologies may be both more irregular and more rapidiyvevo
ing. Both of these effects will amplify any differences sésrm
the ground.

5.5 Shear calibration for different galaxy populations

The STEP2 results reveal that the calibration bias of somearsh
measurement methods depends upon the size and magnitude of
galaxies. There seem to be two causes. There is often a sudden
~ 30% deterioration of performance at very faint magnitudes, due
to being noise blown up during the nonlinear process of simear
surement (and exacerbated by ellipticity-dependent gaissight-

ing schemes). This is even observed with many methods tkat ar
otherwise robuste(g. HH, MJ2, RN), and may urge more caution
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in the use of faint galaxies at the limits of detection. Thisralso
a gradual transition in shear calibration between brigtat fnt
galaxies that is probably caused by evolution of the inttinsor-
phology distribution as a function of redshift. The observari-
ation is least pronounced for image set B, in which the gakxi
explicitly do not evolve.

Shear calibration bias that changes gradually as a funofion
galaxy redshift has important consequences for any weadingn
measurement. In a 2D survey, it will change the effectiveshét
distribution of source galaxies, with all the consequentissussed
by Van Waerbeker al. (2006). In a 3D analysis, it will affect the
perceived redshift evolution of the matter power spectrand the
apparent large-scale geometry of the universe. During THeP2
analysis, we have developed ways to partially control thisa
function of other observables like galaxy size and mageitia
first order, these act as suitable proxies for redshift, hetunder-
lying causes will need to be well understood, because meithe
these are redshift. Even if the mean shear in size/magnhirde
could be made correct, this doesn’'t necessarily imply tiatean
shear would be correct in redshift bins. The techniquesdcoellap-
plied in multicolour surveys as a function of photometridshift,
but this is not perfect either, not least because of the takhg pres-
ence of catastrophic photofailures.

The obvious place to start looking for shear calibratiomesr
is in the shear susceptibility and responsivity factord. dlthe
KSB+ implementations allow variation i?” as a function of at
least one of galaxy size and galaxy magnitude. However, ¢he b
haviour is neither well understood, nor stable at the dedeeel of
precision. Masseyr al. (2005) have already observed ti#at fitted
from a population ensemble varies for any given object ase-fu
tion of the catalogue selection cuts. There is less vanatiathe
shear calibration bias of the MS1 methalrt =~ 0.1), which fits
only the trace of?”, than of the MS2 methodXm = 0.2), which
models the entire tensor — except for image set B, in whichkethe
is little variation in either. Realistic galaxy morpholegitherefore
do not have shear susceptibility that is a simple functidrthese
observables; and trying to model the variation of all the pom
nents of this tensor merely adds noise. The TS implementatio
KSB+, which uses”” from individual objects, suffers particularly
from this noise, which enters into the denominator equatid),
and has at least as much sudden deterioration at faint rndgsitis
other methods. However, this method is about the leasttatfdzy
gradual variation in shear calibration bias, withn ~ 0.05. Size
galaxy size and magnitude are correlated, the variatiom gataxy
magnitude usually carries over to variation with galaxyesidow-
ever, the HH method has notably little variationvinas a function
of galaxy size. This is presumably due to the particulartiiual
form of the function used to modét” (r4). Unfortunately,P” is
not fitted as a function of galaxy magnitude, and the HH method
still shows strongfAm = 0.1) variation with this. The shear sus-
ceptibility in this implementation is calculated sepalpia three
magnitude bins, and correction of the faintest galaxiesefoee re-
quired an extrapolation.

MJ, MJ2, RM and RN methods by recalculatifiy within each
size and magnitude bin. There is no particular reason wtg thi
should not, in future, be fitted and allowed to vary contirglpu
like the shear susceptibility in KSB+ methods. The estimaie
R in bins were more noisy, but removed the differential shear
calibration (in fact, the variation as a function of galaxggnitude
was slightly overcorrected in the case of the MJ2 and RM nutho

5.6 Galaxy selection effects

There is a marked difference between the depth of the various
galaxy catalogues. At one extreme, the C1/C2 catalogues are
deeper, and more ambitious, than all others. At the otherRiN
catalogue (and to some extent the MJ/MJ2 catalogue) is Vely s
low. The RN method obtained extremely good results, but only
from large and bright galaxies, and it would be interestimgest
whether its PSF deconvolution iteration can converge witeeper
sample. The JB catalogue of individual rotated and unrdtate
ages is deeper, but not all of the galaxies at the magnitunii¢ i
converged successfully, leading to a relatively shallowcmed cat-
alogue. We could conclude from this that the full deconvolubf
every galaxy is an overly ambitious goal: it is a panacea fanyn
image analysis problems, but all that we require is one srstama-

tor. Maximising the number density of useable galaxiesneithain
crucial in the near future, to overcome noise from theirimsic el-
lipticities. However, there has been far less time speneldging

the deconvolution methods than the moment subtractionadsth
so we reserve judgement for now because of their promise-of ro
bust PSF correction. Furthermore, it is not only the methbds
require complicated iterations that suffer from catalogioertcom-
ings: the SP catalogue includes a significant number of apsiri
detections (10%) and stars (1%). Neither of these contaislagar
signal, and their presence partly explains the large, hegeali-
bration bias of the SP method in the rotated and unrotatedéma
(they are removed during the galaxy matching).

Most other methods use a fairly standard density~0f30
galaxies per square arcminute in this simulated data. Tis i
unlikely to be increased dramatically by any future wealsieg
observations. Since selection effects in the STEP2 arsatysist
be measured from the individual unrotated and rotated aztals,
rather than the matched catalogues, the results aboubgatal
selection biases are hardly more profound than those of $TEP

5.7 Galaxy weighting schemes

The weighting schemes applied to galaxies also vary sigmifig
between methods used in this paper, and these do affectsthiésre
in the matched catalogue. Most of the methods increase tire co
tribution to the estimated mean shear from those galaxies&h
shapes are thought to be most accurately measured. Suchesche

Many of the other shear measurement methods require globalhave long been used in the analysis of real 2D data, but the ex-

calibration via a responsivitR factor, which is determined from
the distribution of galaxy ellipticities. This factor is signed to
ensure that the mean shear in a population is unbiased. ldowev
it must be calculated from precisely that population. Far KK
method, it was calculated only once, from the entire catadog
Although it estimated the overall mean shear correctlyhént
underestimated the shear in small/faint galaxies, ancestienated
that in large/bright galaxies. This bias was addressed Her t

act form of the weighting scheme as a function of size, mageit

and ellipticity varies widely. Even more sophisticated giging
schemes will also need to be developed for the 3D analyses es-
sential to fully exploit future weak lensing surveys.

In this analysis, the effectiveness of each weighting sehem
can be seen in the difference between the size of error bahein
analysis of independent galaxies and of rotated/unrotaaéd of
matched galaxies. In the independent analysis, the stattades

(© 2006 RAS, MNRAS000, 1-25
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Figure 8. Comparison of shear measurement in real CFHTLS deep data,
from a galaxy-by-galaxy comparison of matched catalogums the ES1
analysis (Sembolonir al. 2006a) and a reanalysis using the HH method.
The relative calibration of both components of shear aresiimgjuishable,

and are here included in the same plot. A slope of unity woulply per-

fect agreement. The dashed line indicates the relativbratitin of the two
methods in simulated image set C, which is the most closetghmed to ac-

tual observing conditions. Although this should not be rdged as a strict
prediction, since there are many image parameters thabareatched, its
agreement with the real data is striking.

components from intrinsic galaxy shapes and measuremésg no
(e.g. due to photon shot noise). The former is essentially removed
by matching pairs of galaxies. If a set of error bars shrirdeut-
ically by matching, the method was dominated by intrinsitzgga
shapes: this is an ideal situation. If the error bars chaitig, the
measurement was dominated by measurement noise.

The weighting schemes of MJ2 and KK are very effective in
this analysis: their error bars shrink by up%. The weighting
schemes of HH, SP and MJ are similarly effective — but thesa-me
ods weight ellipticities using a function of ellipticity,hvich may be
less accurate in regimes where the mean shear is large, sultlsa
ter mass reconstruction. Indeed, the aggressive weightihgme
of MJ was shown in STEP1 to be useful with small input shears,
but introduced a non-linear shear response that becametanpo
if the shear was high. A new weighting scheme was developed fo
MJ2 to address this concern; however, the range of inputsliea
STEP2 does not provide sufficient lever arm to evaluate thenpo
tial nonlinear response of any method.
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Figure 9. Comparison of shear measurement in real CFHTLS deep data,
as a function of galaxy size and magnitude. The relative rsteddration

of the ES1 and HH methods is obtained from the ratio of the nsb@ar
calculated ir8’ x 3’ subfields of each CFHTLS deep field. A value of unity
would imply perfect agreement between the catalogues. tateve have
reconciled the different definitions of galaxy size in theglations com-
pared to real data by approximatifiy~ r,. We have dealt with the differ-
ent relationship between galaxy magnitude and signabtseng.f. §4.5) by
offseting the magnitudes of objects in the deeper simuld&ed by -1. The
grey band indicates the relative calibration of the two rodthin simulated
image set C, which is the most closely matched to the CFHTIt& da

ulations to optimise a galaxy weighting scheme, becauseeif t
inherent simplification that all galaxies are sheared bystme
amount. In real data, the lensing signal increases curnaelgtivith
redshift, and the distant galaxies therefore contain thetmalu-
able signal. However, when weighting objects by the acquodc
their shape measurement, it is the contribution of thesél siaiat
sources that is usually downweighted. It would instead lieebt®
set weights that vary as a function of the signal to noise #ash
signal — although the exact variation of the signal is of sewn-
known in advance. A statistically “optimal” weighting sche ver-
ified from the STEP simulations will therefore not be optinral
practice. Weighting schemes can also act like calibratiasds as
a function of galaxy redshift, exacerbating the problemslifjér-
ential shear calibration discussed in the previous section

5.8 Consequences for previously published measurements

The value of a successful weighting scheme is demonstrated The largest cosmic shear survey to date, which has beerspatli

by the lesser performance of methods without one. The JBn@S a
ES2 methods apply crude weighting schemes that are mertdpa s
function (cut) in galaxy size and magnitude. Their errostamrink
by only 30-60% during galaxy matching. Their results are also less
stable to the sudden deterioration of performance seenverale
methods with galaxies fainter than or smaller than a pdeidimit.
This shortfall is easy to correct, and we urge the rapid adopuf
a more sophisticated weighting scheme in those methods.

It is important to remember the limitations of the STEP sim-

© 2006 RAS, MNRAS000, 1-25

since STEP1, comes from th&unada-France-Hawaii Telescope
Legacy Survey (CFHTLS) i-band data. The CFHTLS wide sur-
vey (Hoekstreer al. 2006) was analysed using the HH shear mea-
surement method, and the CFHTLS deep survey (Sembalahi
2006a) using the ES1 method. These methods perform vegrdiff
ently on the simulated images.

The HH method recovers shear in the STEP2 images with re-
markable success. The seeing in the CFHTLS data is most simi-
lar to that in image set C, for which the overall shear catibra
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Figure 10. Comparison of shear-shear correlation functions meadtoedreal CFHTLS deep survey data, after HH (squares) and&fles) analyses. The
correlation functions are split int&- and B-modes in two different ways: the variance of the shear its éelshown on the left as a function of cell radius,
and the variance of the mass aperture statistic is showneoright. In both cases, the solid points show fitenode, and the open points tii&2mode. The
error bars show statistical errors only(no account is made for cosmic variance since the surveynégidentical), but note that the difference between the
two data sets is in fact more significant than indicated, beeahe same galaxies are used in each analysis, so noisea@mitefrom the shape measurement
process and not from variation in intrinsic galaxy ellifites. In the lower panels, the points show the ratio of Hxenodes calculated from the two analyses,
and the lines show the ratio of ti&-modes plusB-modes. The grey bands indicate the relative calibratidhe@fwo methods in simulated image set C, which
is the most closely matched to actual observing conditions.

is within 1%: well within the current error budget. Hoekswaal.
(2006) also featured a parallel analysis using an independeB+
pipeline, which agreed with the HH results, and also dermatest
the potential robustness of KSB+ at this level of precisisim{-
lar comparisons have also been performed by Massel (2005)
and Schrabbackr al. (2006), and these also give results consis-
tent with that work). The HH method had difficulty only witheth
calibration of very faint galaxies, due to its non-smoothirfg of
P7” as a function of magnitude. If a similar bias is present in the
CFHTLS analysis, it will have lowered the effective redslaiis-
tribution of source galaxies, and slightly diluted the @lesignal.
Both of these effects would have led to an underestimationg pf
although only by a small amount, due to the low weight given to
faint galaxies. As discussed by Van Waerbeke!. (2006), a more
significant bias (which acts in the opposite sense) arises @rsing
the Hubble Deep Field to infer the redshift distribution afaxies.
As the survey area of the CFHTLS grows, and the statisticat er
bars decrease, it may be prudent for this analysis to coatbezly Note also that both pipelines started from scratch with tioévid-
use slightly fewer galaxies. ual exposures, reducing them and stacking them indepdpndéht
The ES1 method underestimates shear in the STEP2 imagesf the available exposures are stacked in both version$iestwio
by 20% overall, and by as much as 30% for the faintest galaxies sets of images have effectively the same depth. The full data

deep data. Of course, the true “input” shear is not known éat r
data. Figure 8 shows thelarive calibration of the two methods in
real data, with the dashed line indicating their relativibcation
in simulated image set C. This should not be interpreted &sca s
prediction, since the simulation was not designed to mitnikgpe-
cific survey: the simulated and real data have very differense
properties, and the only similarity between their PSFsé# thize.
Nonetheless, the agreement is impressive. Figure 9 showthaeif
comparison of the methods’ relative calibration, in whicklax-
ies have been split by size and magnitude. Once again, girggla
the performance of ES1 from image set C confirms the results of
the STEP simulations with remarkable success. A likely soaf
the shear calibration bias is in the smoothingR5f as a function
of r, and magnitude. Tests indicate that the shear susceptilsilit
more stable if it is instead fitted as a smooth function of siae
magnitude, or even by using the raw values. The strong madgmit
dependence is probably related to the sudden drop at smed.si

We have verified this result retrospectively in STEP1 sirtioies,
and also confirmed itin real images, by comparing the restittee

HH and ES1 shear measurement pipelines on the same CFHTLS

duction pipeline of both groups is being tested, and thedifices
could therefore have been introduced at any stage.
Figure 10 shows the two-point correlation functions of the
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matched shear catalogues (using the weights of the indiVicht-
alogues), which are normally used to constrain cosmolbgiaa
rameters at the end of a weak lensing analysis. Although 8t E
analysis consistently measures a lower signal than the Hity-an
sis, the discrepancy is not uniform on all scales. The raldtias is
most pronounced on small scales when measuring the varénce
the aperture mass statistic, and on both small and largesstal
the shear variance in cells. Such variation is not seen igakaxy-
by-galaxy comparison of relative shear calibration. Faaregle,
the signal in figure 9 is stable to changes in the size of the @rer
which the shears are averaged.

We hypothesise that there may therefore beddiitional
source of bias in the ES1 CFHTLS analysis, due to PSF anfsptro
residuals. Since the PSF anisotropy varies spatially, ¢seual
would average out across the survey, and not affect the lbbes.
The correlation functions were calculated using the procedh
Van Waerbeker al. (2005), which deals with an unknown constant
of integration in the calculation af2(6) by forcing the B-modes
of to zero on large scales. This prior on tBemodes can add spuri-
ous power to théZ-modes, and could have artificially re-raised the
cosmic shear signal. Indeed, the ratio of the sum offh@nd B-
modes between analyses is flatter than that ofihmodes alone.
Furthermore, the star-star correlation functions (Sewoialz al.
2006a) show an excess before PSF correction, on similaastal
that observed in the left-hand panel of figure 10.

A naive correction for a 20% shear calibration bias in the
CFHTLS deep survey (Semboloai al. 2006a) would raise the
measured value ofs almost proportionally. This would remain
within the estimated error budget for the lensing analysis tb
non-Gaussian cosmic variance (Sembolanil. 2006b), but adds
tension to an existing discrepancy with the three year tefudm
WMAP (Spergelet al. 2006). In practice, a more sophisticated re-
calibration will probably be required. If our hypothesisaf ad-
ditional systematic is correct, this would have partialancelled
the shear calibration bias. Judging by the ratio of the olesecor-
relation functions, the net underestimationoef could have been
around 10-15%. More work is needed to test this hypothestst b
is beyond the scope of this paper. A full reanalysis of the TESI
survey, including the latest data, will therefore follow.

The striking confirmation of the STEP results on real data
demonstrates the success of our simulation project, arididiigs
the vital role that artificial images will play in the explaiton of
future surveys. Ideally, they ought not be relied upon fonde
empirical recalibration, but they will be essential to fethe per-
formance of methods derived from first principles. The STEP i
ages remain publicly available to test future weak lensinalya
ses. Simultaneously, the complexity of our correlationcfions
results also highlight the importance of subtleties in wehkar
measurement that may arise only within the complex enviemtm
of real observational data. To fully understand such effee shall
pursue further development of tleraSTEP projec, an ongoing
comparison of the output from various shear measuremetiaust
on a common sample of real data.

6 CONCLUSIONS

Performance has improved since STEP1, and the STEP project c
tinues to drive progress and innovation in shear measurtameth-
ods. The most accurate methods, with better tha2% level cal-
ibration errors for most of the tested observing conditiomere
the MJ2 implementation of BJO2, the TS and HH implementation
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of KSB+, the KK and JB implementations of shapelets and the
RM implementation of Reglens. Particular advances arerappa

in methods that used the results of STEP1 to tune their dfgosi,
which bodes well for the future of this project. For example
introduction of a calibration factor to the TS method hasvptb
reassuringly robust with our new, more realistic simulatedges.
We have also verified the STEP results on real data, findiigrajr
confirmation of methods’ relative shear calibration in tHeHTLS
deep survey.

There is no one shear measurement method that is doing ev-
erything best. With the increased precision possible is @maly-
sis, we can now distinguish all of the methods frperfect per-
formance. Since absolute shear calibration can not betljires-
certained from real data, this remains the most importaeis
The calibration bias in most methods leads to a slight urstiere
mation of shear. Both the shear calibration (multipliogfierrors
and anisotropic PSF correction (additive) errors are asad to
depend upon characteristics of the PSF. Technical advémoes-
vidual methods will therefore still be required. Ideallpeowould
attempt to take the most successful aspect of several netrat
combine them. The fundamentally different approachesedwio
main tasks in shear measurement make this difficult, buetkser
common grounddg. object detection algorithms, the shapelet ba-
sis functions, and galaxy weighting schemes), so the iddali
lessons learned with each method may not necessarily lm®irre
cilable. To this end, we have developed a classificationraetfer
shear measurement methods, and have described all existing
ods in a common language so that their similarities andrdiffees
are apparent. Development is continuing in earnest.

We have used our improved simulations to identify various as
pects of shear measurement that have been effectivelydsatibe
current level of precision. We have also uncovered othestifip
areas that remain problematic. Studying these may provideta
to the most rapid technological advances. Developmentstedok
focussed towards:

o Pixellisation

e Correlated background noise

o PSF measurement

e Galaxy morphology evolution.
These four points are explained below.

This is the first STEP project in which the input shear has
been applied in arbitrary directions relative to the pixetigThat
this direction affects the calibration of shear measureémathods,
even for images with a circular PSF and no other preferregtcdir
tion, implies that pixellisation is not fully controlledixel effects
may also explain the general tendency of methods to undlmagst
shear. Since no explicit provision is made for pixellisatio many
methods, this result is not surprising. This work has gtiaatjust
how much of an effect it has, and thereby emphasised the impor
tance of a proper treatment in the future. Higll. (in preparation)
are specifically investigating pixellisation through ¢aimade im-
age simulations with varying pixel scales.

Although not all data sets have background noise that is sig-
nificantly correlated between adjacent pixels, it is pattidy ap-
parent in natively undersampled data, for which severabsupes
dithered by sub-pixel shifts must be co-added. The introdnof
correlated background noise to the STEP2 simulations heade
several methods: during the detection of faint objects, ntoel-
elling of objects to a specified fidelity, and the weightingrafivid-
ual shear estimators. Now that this issue has been raise#,isvo
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underway in the context of several of the shear measuremethi m
ods.

Various schemes have been developed to improve PSF inter-
polation across a field of view (Hoekstra 2004; Jarvis & J&DAD),
but some methods seem to be having trouble with the initia-me
surements of the PSF from individual stars. The measurenfent
the shape of each star affects shear estimates from mangiegala
and is therefore of vital importance. When the PSF is highig-e
tical, this work has revealed some peculiar residual shiésets,
in the directions orthogonal (d46°) to that ellipticity. We have not
yet found a satisfactory explanation for this, but speeutagt it
might be caused by difficulties measuring the centroid aedeth
lipticity of stars that have substructure, skewness, andingle,
well-defined ellipticity. Methods that model the full PSRgdeespe-
cially those that attempt PSF deconvolution, are less&itebut at
the expense of a having smaller number density of usealdgigal
for which the complicated deconvolution algorithms cutieoon-
verge. This issue will require further investigation, ancestions
about the residual shears cannot be addressed until tieisdk/ed.

Issues of galaxy morphology evolution become particularly
important for those methods whose calibration relies on the
overall distribution of galaxies’ intrinsic ellipticitie High redshift
galaxies are both more elliptical and more irregular; armwgion
in the ellipticity variance directly affects the shear badition.
For a 2D cosmic shear survey, even if the mean shear is dgrrect
measured, this can bias the effective redshift distrilutibsource
galaxies and the geometrical interpretation of the lensiggal,
with all the consequences discussed in Van Waerbekk (2006).
For a 3D analysis, it can change the apparent redshift evolof
the signal and hence the apparent cosmological matteibdistm.

The next STEP project will analyse a set of simulated space-
based images. With their higher spatial resolution, we eixfieat
variation in galaxy morphology will more profoundly affestear
measurement. We will therefore repeat the exercise of congpa
the analysis of complex shapelet galaxies with more idedleb-
jects, and also separate the galaxy populations by morgivalo
class. The cuspy space-based PSFs will provide a diffeeastdr)
régime in which to test centering, and we shall explicitipid PSF
interpolation errors by allowing methods to assume thaPt8E is
constant. This should make interpretation easier. Backgtmoise
will also be left intentionally uncorrelated. However, igdions in
the pixel scale will be introduced, to specifically test noetsi ro-
bustness to pixellisation effects.

Such ongoing improvements are vital to the success of gravi-
tational lensing as a viable probe of cosmology. Althoughrtiea-
surement of weak lensing is not limited by unknown physical p
cesses, the technical aspect of galaxy shape measurensemhat
high precision remains computationally challenging. lis fraper,
we have demonstrated that simulated images can drive mogre
this field, and can provide a robust test of shear measureament
real data. Previous cosmic shear measurements would have be
efitted from access to STEP, and the future exploitation df-de
cated surveys relies upon the development of methods thdtear
ing tested here first. Both the tools and the collective wii aow
in place to meet this challenge. The STEP simulations reman
licly available, and the weak lensing community is progirggs$o
the next level of technical refinement in a spirit of open @ap
tion. We conclude with the hope that, by accessing the shaocbd
nical knowledge compiled by the STEP projects, all futureash
measurement methods will be able to reliably and accurately-
sure weak lensing shear.
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-4.85£1.21 -3.04£0.96 -6.55:1.48 -5.26£1.28 -7.68:1.66 -6.18:1.53

sp -10.52+1.25 -7.52£1.40 -12.661.49 -12.6A4155 -144%1.34 -12.26:1.44
-3.96£1.25 -3.49:1.31 -6.89£1.55 -5.66£1.56 -9.62:1.87 -6.911.60

Ms1 -15.19+1.15  -13.4&1.00 -22.7%¢1.30 -11.8%1.22 -1545%125 -13.9%1.29
-15.7%1.11  -12.76:0.85 -21.68&1.24 -11.921.19 -19.0%1.45 -14.8%1.56

MS2 -3.40+1.75 -8.0%£1.30 -12.5%2.31 -0.76:2.08 -0.68£1.97 -1.99:2.10
-2.94+1.75 -4.18:1.19 -6.55:2.21 5.13:2.07 -11.982.61 -1.76:2.40

Ts -1.43£1.47 2.82£1.57 0.26:1.87 -2.76£1.55 -3.69:1.58 -2.04£1.74
-0.97+1.38 1.88:1.30 -2.54£1.67 -1.11#1.56 -7.811.98 -2.66£1.79

Esi -15.511.27 -8.1%#1.29 -19.0%1.34 -19.0&1.26 -17.3%1.26 -12.45:1.45
-18.0A41.21 -8.02£1.06 -21.0%1.19 -19.6%1.17 -20.6&1.60 -16.8@-1.51

ES2 13.66+£3.28 11.683.34 -1.36:3.47 3.03:2.97 1.06£2.85 3.06:3.47

4.61+3.10 14.642.70 -4.93:3.20 3.16:2.73 -3.82£3.61 -7.25:3.74

Table 1. Tabulated values of shear calibration biasi (—2) from figure 5. In each entry, the top line refers to the firshponent of shear, and the bottom line
to the second.
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STEP2: High precision weak lensing analyses 27

Author Imageset A ImagesetB ImagesetC ImagesetD ImagesetE Image set F

B -6.8£6.5 -17.2:5.4 -34.5:7.5 24.5£7.6 83.78.0 17.4£7.3
1.3+6.6 -15.6t5.5 -1.0£7.5 -80.3t7.6 46.5:8.0 10.6t7.5

c1 21.2+42.5 26.#25 -5.2+3.2 124.2£2.6 64.12.9 -11.8:2.9
21.2+:2.5 -5.4:2.6 23.2£3.1 -70.0:2.5 130.2£2.9 8.5-2.9

c2 -3.3£2.5 -1.12.5 -21.6:3.3 259.4£2.9 29.7#3.2 -6.2£2.9
38.3+2.6 18.8£2.6 39.8:3.2 -36.6:2.9 276.6:3.2 3.6:3.0

MH 10.2£3.0 19.8:3.3 19.6£3.9 101.2£3.4 91.6:£3.8 -4.4+3.6
5.4+3.0 21.9:3.3 6.744.0 -84.2:3.6 99.3t3.8 6.3:3.6

HH 1.6+1.8 -4.8+1.8 -6.12.3 3.42.0 75.2£2.2 -2.2£2.1
-4.6+1.8 -3.11.8 -0.6+2.2 -65.5:2.0 -5.9+2.1 9.8:2.1

MJ -11.8£2.5 -9.5+2.2 -6.5£3.2 18.2£2.9 13.8t3.1 -2.2£2.8
-0.9+2.6 6.0£2.1 1.6£3.1 -12.74:2.8 16.6£3.0 1.2£2.8

MI2 -10.3£1.9 -4.8+1.7 0.4:2.3 23.9:1.9 15.5+2.2 -0.8£1.9
1.5+1.9 3.117 2.3:2.2 -16.8:2.0 19.42.1 1.2£1.9

KK -2.1+2.4 -5.2+2.7 -14.6:3.1 -71.6:2.8 66.6£3.0 0.1-2.8
-2.7+2.4 -6.6:2.7 2.13.0 -69.5:2.7 -56.9:2.9 -3.9£2.8

RM 22.942.2 14.9£2.0 26.5£2.9 -33.5:2.5 112.6£2.8 0.1H-2.6
-9.9+2.2 -3.11.9 -5.8+2.8 -105.&2.5 -19.4:2.7 2.4:2.7

RN -5.3+2.8 -5.6£2.5 -6.3:3.8 -34.9:3.1 43.1:-3.4 2.5:3.1
1.8+2.7 -0.12.5 8.9+3.7 -33.143.2 -26.8:3.3 4.6£3.2

sp -1.1+2.5 -3.4£2.9 -4.5+3.3 -69.9:3.3 71.6£3.4 5.5£3.0
-1.14£2.7 -7.6£3.2 -4.6:3.8 -55.3:3.6 -13.3t3.5 4.13.3

Ms1 -5.6+2.5 -22.3t2.1 4.9:3.2 105.#3.0 58.5:3.3 -7.6£3.1
10.3+2.6 23121 7.2£3.2 -45.7%3.0 83.8£3.1 6.13.2

MS2 -7.9£3.9 -21.3£2.8 3.2£5.6 140.5t5.0 41.5£5.2 -0.4t4.9
14.4+4.0 24.3t3.0 19.5t5.9 -28.75.1 154.4t5.4 9.2:5.3

Ts -2.94+3.3 -4.3+3.5 2.H45 -46.2:3.9 70.3t4.3 -3.5+4.0
-3.0£3.2 -1.3+3.6 0.4:4.4 -65.4:3.9 -40.3t4.2 -3.H4.0

Esi -9.1+2.8 -4.12.9 5.A43.3 153.1#3.1 54.3t3.4 -5.5£3.4
4.0+2.8 8.7#2.8 9.9£3.2 -58.7:3.0 132.6:3.4 0.4+:3.3

ES2 -11.0£7.4 8.5t7.4 15.0£8.2 95.3t7.1 96.77.8 -10.4:8.2
-11.2+7.4 -3.3:7.2 5484 -92.9:7.1 77.9£7.7 7.48.1

Table 2. Tabulated values of residual shear offseti()—*) from figure 5. In each entry, the top line refers to the firshponent of shear, and the bottom line
to the second.
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1 INTRODUCTION

Weak lensing by large scale structure, i.e. cosmic shefarsad di-
rect way of investigating the statistical properties of teain the
Universe, without making any assumptions on the relatiaqwéen
dark and luminous matter. Current surveys are large enaugtot
vide high precision constraints on cosmology and the |ates-
surements performed with the Canada France Hawaii Telescop
Legacy Survey (Hoekstra et al. 2006; Semboloni et al. 2008) i
step in that direction. Most of the cosmological constsaiinbm
weak lensing use two-point shear statistics (Réfregdfr32 Van
Waerbeke & Mellier 2003), and a crucial step in these cosgiolo
cal parameter measurements is the estimate of error barsyand
tematics. Several papers address, statistically, the issaystem-
atics from E and B modes (Crittenden et al. 2001; Pen et aR;200
Schneider & Kilbinger 2006), but only few papers addressethie
timation of cosmic variance of cosmic shear measuremenkstéV
& Hu 2000; Cooray & Hu 2001; Schneider et al. 2002). The lat-

* sembolon@iap.fr

(© 0000 RAS

ABSTRACT

The results from weak gravitational lensing analyses abgestito a cosmic variance error
term that has previously been estimated assuming Gausatastiss. In this letter we address
the issue of estimating cosmic variance errors for weakigrsurveys in the non-Gaussian
regime.

Using standard cold dark matter model ray-tracing simaoiteticharacterized b, =
0.3, Q5 = 0.7, h = 0.7, og = 1. for different survey redshifts,, we determine the variance
of the two-point shear correlation function measured acédsindependent lines of sight. We
compare the measured variance to the variance expectedaframdom Gaussian field and
derive a redshift-dependent non-Gaussian calibratictiogl.

We find that the ratio between the non-Gaussian and Gaussigmge at 1 arcminute can be
as high as- 30 for a survey with source redshift ~ 0.5 and~ 10 for z; ~ 1. The transition
scalevy. above which the ratio is consistent with unity, is found tothe~ 20 arcmin for
zs ~ 0.5 andy, ~ 10 arcmin forz; ~ 1. We provide fitting formula to our results permitting
the estimation of non-Gaussian cosmic variance errors &edsb the impact on current and
future surveys.

A more extensive set of simulations will however be requieévestigate the dependence
of our results on cosmology, specifically on the amplitudelo$tering .

Key words: cosmology: theory - gravitational lenses - large-scalecstire

ter assumes that the error on the two-point shear correlétioc-
tion follows Gaussian statistics. However, we know thad thinot
the case at small scales where non-linear effects becomerimp
tant. Cooray & Hu 2001 use the dark matter halo model in Fourie
space to study non-Gaussian covariance. A tentative aibiorof
this effect on the aperture mass statistic (Van Waerbekie 2002)
showed that departure from Gaussianity is expected to @atam-
gular scales< 10 arcminutes. The purpose of thisser is to es-
timate the non-linear covariance of the two-point shearetation
function in real space, such that it can be of direct praktisa for
weak lensing studies, as in Schneider et al. 2002, withouinba
to calculate high order correlation functions semi-anedjty. Us-
ing ray-tracing simulations for a model close to the conaoms
cosmological model (Spergel et al. 2006) at different seust-
shift slices, we obtain a redshift dependent calibratiomida of
the Gaussian covariance derived in Schneider et al. 2008 .cah
ibration takes the form of a matrix with which the Gaussian co
variance is multiplied by, to obtain the non-Gaussian davee.
This letter is organised as follows. The Section 2 providhesrto-
tation relevant for this work, and the theoretical desaipbf the



2

Gaussian covariance. Section 3 describes the ray-tragimga
tions and Section 4 shows our results. In Section 5 we shoiv the
impact on current and future contiguous weak lensing sl
conclude by discussing the limitation of our approach aedxbrk
that remains to be done in order to achieve percent leveracgu
in the non-linear covariance estimate.

2 COSMIC SHEAR AND COVARIANCE

We follow the notation of Schneider et al. 1998. The powercspe
trum P, (k) of the convergence is given by
dw

9 , [uH ko
ZQO/U a2(w) °P (fK(w)’w> x

{/ Hdw’n(w/)iﬂ(}:{u})ﬂ))} )

where fx (w) is the comoving angular diameter distance out to a
distancew (wy is the horizon distance), andw(z)) is the red-
shift distribution of the sourced?sp (k) is the 3-dimension non-

Puk) =

@

linear mass power spectrum (Peacock & Dodds 1996; Smith et F(91,92) =

al. 2003), andk is the 2-dimension wave vector perpendicular to
the line-of-sight. We are interested in the non-Gaussiaariance

of the two-point shear correlation function, because itloareas-
ily transposed to other two-point statistics (Schneideal e2002)

by a suitable integration ih-space. The shear correlation function
measured at angular scalecan be split into two components,.,
where

1

£+(9) = 5=

o @

/ dk k P.(k) Jo,a(k ),
JO

and.Jo,4 is a Bessel function of the first kind, of zeroth order§qr
and of fourth order fo€_. The covariance matri€ov(&4; 91, 92)

of the total shear correlation functign can be written as a sum of
three different parts:

Cov(&y;th,¥2) =
Dok (91 —92) + g+ (3)

The first term is the diagonal statistical noise, dependinghe
intrinsic ellipticity varianceg., the total area of the survey, and
the density of galaxies;. In practical units gives:

(E+(91)E+(92)) =

+ < 4" order correlations >

Oc

4 —1
D = 3.979 x 10‘9( ;) (i> x
0.3 ldeg2

n -2 0 AO/ON\ T
(=) (o) () @
30 arcmin 1 arcmin 0.1

where A@ is the bin size used for the sampling of the correla-
tion function. The second term represents the coupling éetvthe
noise and two point shear correlation function:

/ dg £+ (\/19‘{ 02— 20,05 cos p)
0

and it can easily be calculated using a prediction for noadr
shear power spectrum (Peacock & Dodds 1996; Smith et al.)2003
The third term requires the knowledge of the fourth orderashe
correlation function as a function of scale. If we assume SGian
statistics, it can be expressed as a sum of two terms (Sametid
al. 2002):

o = i/ d¢¢/ dwa(wa\)/ dgs €4 (1)
A J, 0 0

20f

TAn

®)

d++ =

(6)

41

- @/ d¢¢/ der & (9,))
Jo Jo

27
/ dp2 & (|1, ]) [cos dpa cos 4y + sindpq sindps]
0

X

andea, s are the polar angles @b, 1, respectivelycos 4, =
1—8y21 02 /|, | sindpa = A1tz (s —22) /|2, |*, and
the analogous expressions foy.

In this paper we are interested in the last term of eq. (3). At
large scales we know that we can use the Gaussian approxima-
tion and write it as the sum of;(, andr;. At small scales the
Gaussian statistics break down and this term cannot belatddu
with semi-analytical techniques. The rest of the papenudises our
technique to calibrate the Gaussian prediction of this tityaim
order to fit the non-Gaussian value measured in ray-trag¢ing-s
lations. Therefore using ray-tracing simulations, we wikasure
the covariance of -, Covimeasured (§+; 91, ¥2), assumingre = 0,
sog++ = 0 andD = 0 and we will defineF(91,42), the ratio
between the measured covariance matrix and Gaussian atipect
for the covariance matrix:

_ CoVineasured (4391, V2)
CovGaussian (£+; 1917 192)

whereCovgaussian (§+; 1917792) =740+ T+1.

™

3 DESCRIPTION OF THE SIMULATIONS

We performed 16 particle in mesh (PM) dark matter simulation
to cover a light cone of angular siZex 7 degrees, from redshift

z = 0to z ~ 3, using the tiling technique proposed by White &
Hu (2000) and explained in Appendix B of Hamana et al. (2002).
We used 7 simulations of size 200 Mpc, 4 of size 400 Mpc, 3 of
size 600 Mpc and 2 of size 800 Mpc. Eadhrbody experiment
involved 256° particles in a grid of size024® to compute the
forces. The cosmology is a standax@€DM model withQ2 = 0.3,
Qbaryons = 0.04, A = 0.7 and Ho = 70 km/s/Mpc, closed to
the concordance model (Spergel et al. 2006), with a slidhigier
value for the normalisatiosis = 1. Combining the simulation data
in different ways, we generated 64 different, albeit nolyfiride-
pendent (see below), light cones. Each of them is divided isug-
cessive redshift planes separated from each other by 100 Thec
ray-tracing method is described in Hamana et al. (2002).splae
tial resolution of our simulations translates in an angréaplution

of the order of9 ~ 0.5 arcmin forz 2> 0.2. Given the limitations

of the PM technique, discreteness effects can be signifataned-
shift z > 1.5 (due to transcients). Nevertheless, our measurements
are reliable at scales larger than the mean interpartistantie, i.e.

0 ~ 2 arcmin. and we expect they can still used with high confi-
dence level down té ~ 1 arcmin.

The size,S, of our light cones matches closely that of the sim-
ulations, so using the dispersion among them to computedhe ¢
variance matrix would certainly underestimate its amgitueven
at small angular scales. Fluctuations at scales largerthgasimu-
lation box size are also missed with these realisationshEBtmore,
they are not strictly independent, since they just comhirgiffer-
ent ways the 20 simulations. For these two reasons, in treafas
A = S the value of F(1)1,72) on small scales would be always
underestimated, as compared to the caseg S, and would not
converge to unity at large scales. In order to minimise thies&a-
tions and still have a fair estimate of the covariance matnxhe
estimator used here, it is thus wise to always keep the angaia

(© 0000 RAS, MNRAS000, 000-000



of the surveyA to a small fraction ofS. In practice, we divideS

in 4, 9 and 16 adjacent subsamples, leading to assumed \@flues
A ~ 12, 5.4 and3.1 square degrees and 256, 576, 1024 realisa-
tions respectively, in total. Note that the choice4fs made such
that the largest angular scale considerfed; 20 arcmin, remains
small compared ta/A. We finally choosed = 5.44 deg?.

4 DESCRIPTION OF THE MATRIX CALIBRATION

We measureF (91, 92) according to eq. (7) as follows. The term
CoVmeasured (£+§ 91, 192) is given by<(§+ - <§+>)2>v whereg . is
measured in each realisation of the survey of size: 5.44 deg?,
while the averagé- - -) is performed over all the realisations. The
term Covgaussian (§+; U1, 92) is calculated by measuring, and
&_ in the 64 largest sampleS of aread = 49 deg?, and inte-
grating numerically egs. (6). This ensures that the nuroewatd
denominator in eq. (7) are self-consistently defined. It ativ
noticing that for all cases witlh < S the asymptotic behav-
ior of F(¥1,192) does not converge to unity. It indeed seems to
be even worse than for the cage = S. This is a well known
effect that results from the measurement of the correldiime-
tions on a limited support that always bias the signal dowdwa

3

covariance. The third panel of Fig. 2 represents the measntof
.. Using the same functional form as fer namelys. Z% +t3,
We find the best fit valueg, t2, t3) = (8.07,0.95, 1.65).

Since the normalisation of our simulations is high (= 1),
we expect?. to be slightly overestimated. Several other sources of
uncertainty in our measurements may also spoil the estiofde
covariance. In particular, as previously anticipatedrehie also a
“cosmic error” and a "cosmic bias” that affect our measuretse
(e.g. Szapudi & Colombi 1996), which are difficult to estimat
Fortunately, such a cosmic bias/error is expected to iseredth
the survey sized. According to eq. (6), the covariance scales as
x 1/A, soF should in fact be independent df which allows one
to use our parametrisation df for any (reasonable) angular sur-
vey size. This property can also be used to check the convezge
between our realisations of various survey sizes as ifitesr by
right panel of Fig. 1. Surveys with areas = 3.1, 5.4 and 12
square degrees agree with each other, but there is a probtem w
A = 49 deg?, whereF is biased low. In the latter case, this is not
surprising since the light cone size is comparable to thelsitions
size, as discussed §n3. The convergence between other values of
A suggest that the cosmic bias/error Brmeasured in these sam-
ples is small, i.e. the full sef from which they are extracted, is a
fair enough sample. We check this by dividing olir= 12 deg? set

when the scales become comparable with the size of the surveyof 256 realisations into 4 subsamples of 64 realisations,raea-

(Peebles 1974). Therefore, at small scales, the measussdicco
varianceCovmeasured (€+; 91, ¥2), whenA < S, is more biased
low and decreases faster when the scale increases thare foash
CovGaussian (§+;U1,92) and A = S. The final result is that the
ratio F(¢1,92) becomes smaller than unity. Note that in prac-
tice, for numerical reasons we have to ude= S to compute
CovGaussian (4591, 192) using 6. We do not expect this has any
impact on our results, within the level of accuracy we cariexeh
from this set of simulations, provided we rescale the cavae
matrix only in the inner part. The left panel of Fig.1 shows tiag-
onal elements (91, J2) for different source redshifts. For a source
redshiftzs ~ 1 the calibration factor isv 10 at¥, = 9> = 1 ar-
cmin, implying that the cosmic variance has been largelyeuvesti-
mated in previous lensing surveys at scales below) arcminutes.
The correction factor is larger for lower source redshiftse tran-
sition scaled., which defines the angular scale transition from
Gaussian and non-Gaussian covariance, is redshift depiebhde
cause the non-linear regime starts at larger scales fobysamuc-
tures. Therefore, the calibration matrix must be pararnegémwith

an explicit redshift dependence. We choose a generic paver |
behavior, as suggested by the left panel of Fig. 1, to paeizet
F(V1,92):

o(2)

[191192]3(2) ’
The two panels in Fig. 2 show and 3 as measured in the
ray-tracing simulations at nine different source redshift =
[0.4,0.5,0.8,1.0,1.2,1.4,1.5,2.0, 3.0]. These measurements are
well fit by the following redshift dependent functions:

F(V1,92) = (8)

a(z) = ;;12 + a3
Bz) = biz" exp(—2") +ba. ©
For a, we find (a1, a2,as) = (16.90,0.95, —2.19), and for 3,

(b1,b2,b3,bs) = (1.62,—0.68,—0.68,—0.03) in the samples
with angular sizeA = 5.4 deg®. The fit is performed on scales
below 10 arcminutes, which allows us to define also the transition

suredF in each of the subsamples. The dispersion between these 4
subsamples is of the order of 10% - 20%, which gives a rough ide
of the accuracy of our estimate gf(¢J, ), in agreement as well
with the convergence between the measurements observeghon r
panel of Fig. 1 ford < 12 deg?.

While our choice of parametrisation eq. (8) is globally accu
rate to~ 20% along the diagonal of the matrik (91, J2), it be-
comes less accurate for very differeht and,. One should note
that the lack of accuracy in the off diagonal components i<rit-
cal because the cross-correlation coefficienti®).1 in this region.

5 IMPACT OF NON-GAUSSIANITY ON CURRENT AND
FUTURE SURVEYS

Finally, we compare the amplitude of statistical and cosvaid-
ance at small scales for a range of contiguous surveys such as
GEMS (Heymans et al. 2005), COSMOS (Massey et al. in prep.
), CFHTLS Wide (Hoekstra et al. 2006) and two different vensi

of SNAP (Réfrégier et al. 2004) whose characteristicssiu@vn

in table 1. The statistical noise is computed using eq. (4su®@-

ing a bin sizeAf# = 0.1. Note that the statistical noise differs if
the bin size used to measure the correlation function imdifft.

In addition we choose. = 0.4 for ground-based surveys and
o. = 0.3 for space-based surveys. Fig. 3 shows that by dropping
the Gaussian approximation the total noise changes at sozds.
The changing due to the non-Gaussian correction dependseon t
relative amplitude of the three different contributionsthe total
variance, namely, the shot noise, the sampling noise andaire
pling term. For “low density” surveys, such as the CFHTLS &id
the impact of the non-Gaussian correction is smaller as aoedto

the one expected for the low noise space based surveys, tiigere
cosmic variance far exceeds the statistical noise. It ighwootic-

ing our results are obtained for a highey value than Spergel et
al. 2006 ¢s ~ 0.75) and are likely to be slightly different for this
model. A more extensive analysis of simulations made witfedi

ent cosmologies would be necessary to accurately predicirtin

angled. as the scale where the fitted function crosses the Gaussianplitudes of the non-Gaussianity corrections to the cosrai@wce.
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Figure 1. Left panel: Diagonal elements of the matfiX(91, ¥2) for different source redshift planes. Right panel: Diag@bementsF (91, ¥2) for different
survey sizes ands = 1. The black solid line represents the best-fig(f9 1, 92 ) using eq. (8). Error bars are computed using bootstrap Mifi realisations.
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Figure 2. The plots shows the measured parameters andd. of the calibration matrix (see eq. 8) as a function of the métdsError bars are computed
using bootstrap with 1000 realisations. The solid line shtve best fit from eq. (9).

Table 1. Main Characteristics of surveys used in Fig. 3.

Name A deg?) n <zs>
GEMS 0.25 65 1
COSMOS 1.6 80 1.2
CFHTLS Wide 50 15 0.8
SNAP deep 15 300 1.4
SNAP wide 260 120 1.2

Unfortunately, only a small set &C' DM ray tracing simulations
with og = 0.8 is available. This set of simulations, whose char-
acteristics are given in Heymans et al. 2006, is composed/of t
redshift planes each containing 12 simulation2®fdeg? which

is not enough to find a recalibration fitting formula. Neveitss,
Fig.4 shows that even for&C DM model withos = 0.8 the cos-
mic variance has been widely underestimated. Fig.4 alsostiat
using a rescaling obtained froax = 1.0 gives results which are

in good agreement with the ones obtained der= 0.8 for low
redshift surveys and slightly overestimates the cosmi@mmee as
the depth increases. These simulations were also used fioncon
the validity of our statements regarding the behavior of rétée
F(9¥2,92) and the change of the size &f used for the recalibra-
tion.

6 DISCUSSION AND CONCLUSION

We have shown that the non-Gaussian contribution to therieova
ance in two-point shear statistics cannot be neglected all sm
gular scales. Using ray-tracing simulations we have catédat the
non-Gaussian covariance with respect to the Gaussianianear
as calculated in Schneider et al. 2002. We have derived braali
tion matrix which can be used as a first approximation for assm
logical parameter measurements in current lensing surevaggor
parameter forecasting.

We found that the correction coefficient could be as high
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Figure 3. The total, statistical plus cosmic variance noise for eackiey

of table 1. The noise including the non-Gaussian corredtioick lines) is
compared on scale$ < 10 arcmin, with the noise expected in the case of
Gaussian statistics (thin lines). Dropping the Gaussianragtion increases
noise on small scales. The impact of the non-Gaussian tiomefor the
CFHTLS Wide is small; the statistical noise 1/n2 and the coupling term
g++ o< 1/n still dominates at small scales for such a density. Thesesam
terms become negligible for the space based surveys whosgydis much
higher.
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Figure 4. Diagonal elements of the matrik (1, ¥2) for plans withz
0.5 (blue triangles) ands ~ 1 (black diamonds) obtained for the set of
simulationsAC DM with g = 0.8. Error bars are obtained using boot-
strap with1000 realisations. For each of the two measurements we compare
the obtained value with the predicted value calculated fAathD M simu-
lations withog = 1., marked with black and blue dotted lines.
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at1 arcminute for a source redshift of and30 for source redshift
of zs = 0.5. The transition between Gaussian and non-Gaussian
covariance occurs around) arcminutes forz;, = 1 and 20 ar-
cminutes forz, = 0.5. Our work shows that it is important to
include this non-Gaussian contribution to the shear estichar-
rors, and that sub-arcminute resolution ray-tracing satiohs are
very useful for this purpose. Although this source of erras heen
neglected in previous lensing analysis, we note that it lshoat
strongly impact the measurementaf for surveys using the shear
signal measured above the transition sealewhere the Gaussian
covariance is a reasonable assumption. However, it witifiig
cantly affect the joined2,;-0s constraints, since the degeneracy
breaking between these two parameters is based on a theeelat
amplitude of the shear correlation signal between smalllaryk
scales (Jain & Seljak 1997). An increased error at smalkesea
shown here, will make the degeneracy more difficult to break.
Extension of this work via a thorough analysis of the non-
Gaussian covariance based on numerical simulations iechdar
error calibration with broad redshift distribution (tonraghy), dif-
ferent two-points statistics and the dependence of theGeumssian
correction with a varying cosmology. In particular we expgnon-
trivial dependence of the calibration matrix with, since, for a
fixed angular scale, non-linear structures form earliehfgheros.
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