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Abstract

English

In my thesis observations of near-infrared rovibrational étinission in active star-
forming regions are presented and analysed. The main $udfjgus work concerns
mainly new observations of the Orion Molecular Cloud (OM@#ayl particularly the
BN-KL region. The data consist of images of individual khes with high spatial
resolution obtained both at the Canada-France-Hawais¢efee and the ESO Very
Large Telescope (VLT). With the high spatial resolution log tVLT it is possible
to analyse in detail (down to 60 AY 0’13) individual objects in the region. | have
also analysed pand [Fell] emission from outflows in two dark clouds (Bok glids
BHR71 and BHR137) and a high excitation blob in the Magetl&@ibuds (N159-5).
In the latter, data consist of long-slit spectra obtaineth@tESO-VLT.

In order to facilitate this work | ran a large grid e25 000 shock models, produc-
ing almost 400 Gb of results. These models are state-o&tthand there is a large
number of free parameters which can be adjusted. A largepary project has been
to analyse the results from this grid and make it publicaligilable. Furthermore,
as it turned out, not all results are equally reliable andvieltzad to develop methods
for checking the consistency of the wealth of results ole@inBut with the model
results and a sound knowledge of shock physics it is nowivelgtstraightforward
to interpret the H and [Fell] data.

The models allow me to predict the large-scale physical itimm$ in OMC1
such as density, shock velocities, magnetic field strengtics Overall the preshock
density is of the order o£10°-10" cm2 and shock velocities are in the interval 10-
40 kmst. Another very interesting result is a new method developedihalysing
bow shocks observed at high spatial resolution. For onatsdl bow shock in
OMC1 | predict a shock velocity of 50 kmisand a preshock density of the order of
5x10° cm3. The 3D velocity has recently been measured to 55 ¥npsoviding an
independent check on our results.
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Frangais

Je présente et j'analyse dans ma thése des observatioréndssion dans I'in-
frarouge proche de transitions rovibrationelles deddns des régions de formation
stellaire. Le sujet principal de ce travail concerne de efleg observations du nuage
moléculaire d’Orion (OMC1) et en particulier de la région BL. Les données
sont constituées d’'images des raies individuelles gelienues a haute résolution
spatiale avec le Telescope Canada-France-Hawaii et ae&OI'VLT. Grace a la
haute résolution spatiale du VLT il est possible d'analysedétail (jusq'a 60 UA
~0’13) des objets individuels dans cette région. De plus, jaiysé I'émission de
H» et [Fell] dans des écoulements (« outflows ») présents dansridmges sombres
(les globules de Bok BHR71 et BHR137) ainsi que dans un « bibbaute excita-
tion dans le grand nuage de Magellan (N159-5). Ici les dosséat constituées de
spectres en fente longue obtenus a I'ESO-VLT.

Pour réaliser ce travail j'ai tout d’abord calculé une grilomplete de modeles
de chocs composée d&5 000 simulations (correspondant a 400 Go, environ). Ces
modeles qui sont les plus récents comportent un grand nodebparametres libres
qui peuvent étre ajustés. Une grande partie de mon travidldianalyser les résultats
de cette grille avant de les mettre en ligne. Hetles résultats ne sont pas tous
crédibles, et il m'a donc fallu de développer des méthodes lgs vérifier. Mais avec
une bonne compréhension du modéle et un solide sens de laphykes chocs, il
est maintenant assez facile d'interpréter les données sat [fell].

Les modeles me permettent ensuite de prédire les condjioysiques a grande
échelle dans OMC1, par exemple la densité, la vitesse des dhintensité du champ
magnétique, etc. En général la densité du milieu avant le eB-10°-10" cm™ et
la vitesse de choc est dans la gamme 10-40 #ml$n autre résultat trés interessant
de mon travail est le développement d’'une nouvelle méthode gnalyser les chocs
en arc (« bow shocks ») observés a une haute résolution Isp&izur un choc en
arc isolé je prédis une vitesse de choc-&® km.s? et une densité avant le choc de
5x10° cm3. La vitesse 3D a été messurée trés récemment a 55knTsla donne
une confirmation indépendante de nos résultats.
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Introduction

In this introduction | will go through the basics and the bgr@und knowledge
needed to understand the work | have been doing as a part ofi@sist This in-
cludes a basic review of what is already known about stardtion (Sect. 1.1). This
review is far from complete, as this is beyond the scope o tiesis. | will then
proceed to give a short introduction to the Molecule. This is done in Sect. 1.2, H
is basically excited in either shock waves or in photo digg@n regions (PDRS). It
is the cooling process which is observed. In Sect. 1.3 | wi#@n introduction to
shocks and PDRs.

| have been spending most of my time analysing and interrgihysical con-
ditions in the Orion Molecular Cloud (OMC1). OMC1 is the nestractive massive
star forming region and is therefore considered the arghedy active massive star
forming region. A short review will be given of this object 8ect. 1.4. With more
than 100 refereed papers published on this complicatecciobgch year (O'Dell
2001) the review is not complete. | will be focusing on theeasp of OMC1 which
are relevant for our observations.

| have also been working on observations of two regions déisd star forma-
tion, BHR71 and BHR137, two Bok globules located in the seutthemisphere.
Both objects show signs of active isolated star formatioon&of them have been
observed nearly as extensively as OMC1, so a more compleewevill be given in
Sect. 1.5.

Furthermore | have been working on observations of a sinigjecbin the Large
Magellanic Cloud (LMC), N159-5, part of the greater N159 qdex. This complex
is in turn part of the 30 Doradus star forming complex. | wilctis on how star
formation in LMC is diferent from galactic star forming regions. This is done in
Sect. 1.6.

1.1 Star Formation
References in this Section are mostly from the proceedirigheo Protostars and

Planets V conference, held in Waikoloa, Hawaii, October52G@hich | attended.
Other references are primarily review articles.
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Table 1.1: Physical properties of interstellar clouds.eSiensity, mass and temper-
ature are from Mac Lov& Klessen (2004). The Jeans mass is calculated from Eqn.
1.1.1 (Evans 1999).

Giant molecular Molecular Star-forming Protostellar

cloud complex  cloud clump core
Size (pc) 10-60 2-20 0.1-20 <0.1
Density (cn®)  1-5x10? 107-10¢0 10°-10° >10°
Mass M) 10010 10°-1¢* 10-16¢ 0.1-10
Temperature (K) 7-15 10-30 10-30 7-15
Mj (Mg) 15-100 6-300 2-90 1-3

1.1.1 Molecular clouds

Stars form in Molecular Clouds (MCs). MCs span a wide rangma$ses and sizes
from the Giant Molecular Clouds (GMCs) with masses of-1f M, and sizes of
10-60 pc to MCs with masses of40.0* M, and sizes 2—20 pc (Mac Low & Klessen
2004). Within MCs there may be denser condensations (tpi¢@*—1F cm3)
which are called clumps or cores. Table 1.1 lists a range ofraonly accepted
properties (Mac Low & Klessen 2004).

The Jeans mass is defined as the mass where thermal is ecuabravitational
energy (Jeans 1928). It may be calculated as (Evans 1999):

Mj = 18 Mo T&°n 2, (1.1.1)

whereM; is the Jeans masB the kinetic temperature amtthe total particle density
[Ny ~ 2n(H2) + n(He)]. Interstellar clouds typically have masses greatigeeding
their Jeans mass and they should all undergo gravitatiaikpse and form stars.
This would lead to a star formation rate much higher than theeoved (e.g. Scalo
1986).

Something must be slowing down the rate of star formatioat, i) something is
preventing MCs from collapsing on a global scale. It has meposed that magnetic
fields may support the clouds from collapse as well as supi&rsorbulent motion.
Observations of CO line profile widths show that turbulentmna is sificient to
support against collapse. However, the exact role of termé and the characteristics
of turbulence at the star-forming scale is not known (Bédliexss-Paredes et al. 2007).

Star forming objects are typically divided into four classeom O to Ill. Young
stellar objects are starting their evolution as class Oatbjand finish their early
evolution as class Il objects. The classes are charaetkiiz the following way
(e.g. André et al. 2000):

Class 0: In a class 0 object the mass of the protostellar envelope=eterthan the
mass of the protostellar object itself. Accretion occuneciy from the envelope
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onto the protostar. Class 0 objects show strong moleculfiows.

Class I: The protostar is still accreting from the envelope, but thessnof the en-
velope is lower than the mass of the protostar. The envel®pegdinning to form a
protostellar disk. Here we also see strong molecular ousflow

Class Il: The remaining parts of the envelope have collapsed into togtedlar

disk. There is still accretion onto the protostar from theration disk and we still
see jets and outflows. It is in this class we find the so-callagsical T Tauri stars
(CTTSs).

Class lll: In this class we find the naked young stars without disks artdowt
accretion. Jets and outflows are not observed from this .cl&anets may have
formed or be forming at this stage.

1.1.2 Jets and outflows

We will use the following definitions of jets and outflows:

e Jets are visible, they have a high collimation and they ase fahey may be
observed in both atomic and molecular lines.

e Outflows consist of swept up ambient material behind jetseyTére slower
and traced by molecular emission.

Launch mechanism

Star formation is always accompagnied by jets and outflowss i§ an observational
fact and was not predicted by any early model of star fornmatio current theoretical
models of star formation where rotation and magnetic fieldsiacluded, jets are
predicted (e.g. Banerjee & Pudritz 2006). The launch meshais connected with
the infall of material onto the protostar as well as removamgular momentum by
the magnetic field. As material accretes some of it is ejecéedrifugally away from
the protostar and then focused by the magnetic field formipgotostellar jet (Ray
et al. 2007). There are a number of theoretical models d#sgrihow exactly this
launch mechanism works (Pudritz et al. 2007, and referetfiggsin), but it is not yet
possible to distinguish betweenfldirent models. To distinguish fégérent models it
is necessary to observe the protostellar objects at higiabpad spectral resolution.
This is best achieved at optiga¢ar infrared (NIR) wavelengths. However at these
wavelengths the central clasgl©bject is still hidden from view.

For class Il objects and especially the classical T Taursg@@TTSs), the central
object is optically visible. Therefore launch models areally tested against obser-
vations of this type of protostars (Pudritz et al. 2007). r€ntly the central 100 AU
are being probed, but to understand the details of the laorethanism it is neces-
sary to probe the central few AU (e.g. Dougados et al. 2009;dRal. 2007). This is
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Class 0 Class I Class II

time

Figure 1.1: Diterences between outflows from class O, | and Il sources. Bsda
sources the outflow is very collimated, whereas in classutees the ouflow resem-
bles a stellar wind. From Arc& Sargent (2006).

currently not possible, although with the VLT interferome{VLTI) and the Large
Binocular Telescope in Arizona it should be possible in tee/\near future.

Jet and outflow properties

Jets and outflows are typically very luminous at longer wewgths, i.e. in the far-
infrared and at sub-mm. This often makes them the only sigingiovery recent star
formation. In general jets and outflows from class O objersaighter in molecular
emission than class | objects. This is probably caused bylaehiaccretion rate
in class 0 objects (Richer et al. 2000). The bulk of mm-wawgile CO emission
have velocities of the order of a few to ten kit s However, NIR lines of H and
[Fell] show velocities of several tens of km's At visual wavelengths observations
of forbidden atomic and ionic lines show velocities of teashtindreds of kms
(Bally et al. 2007).

Typically outflows are more collimated from class O objedike reason for this
is not well understood. Since class 0 objects are still engted in their parental gas,
it is probably only the central, high velocity part of the feat escapes the cloud. As
the parental cloud collapses into a protostellar disk, gasier for the wide angle,
low velocity component of the jet to escape and the outfloneappless collimated
as shown in Fig. 1.1. Furthermore, at this late stage thenjetg be accompagnied
by stellar winds. This would also give the result that theflout is less collimated
(Arce & Sargent 2006; Arce et al. 2007). It is currently delohtvhether the wind
component is present at all times, but only becomes visiblater stages, or if the
stellar wind becomes active at this late stage.
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In general outflows from low-mass protostars are better tgtoed than outflows
from high-mass protostars (Arce et al. 2007). This is dueliseovational facts.
As high-mass stars form, their evolution towards the magusace proceeds more
rapidly than for low-mass stars. Accretion also stops wthitestar is deeply embed-
ded due to radiation pressure. The closest sites of actiasiugastar formation is
located in Orion at a distance e#450 pc while several sites of low mass star forma-
tion are found at-150 pc. Thus it is dhicult to observe young massive protostars
because their very early evolution proceeds very rapidtyl@cause they are located
far away.

Jets and outflows are not always ejected in a continuous mafypcally there
are several outburst events, where clumps of gas are ejdctedassive O-stars the
outflow sometimes appear to be explosive in nature (Arce 808l7), as for example
in Orion (we return to this below, Sect. 1.4).

The jets and outflows from protostellar objects have a proddnfluence on their
surroundings. They drive shock waves into the ambient nmedwihich heat the gas.
The temperature typically exceeds 1000 K. As the temperahereases, neutral-
neutral chemical reactions with relatively high activatienergies may occur. This
leads to a molecular enrichment of the postshock gas. Wenréduthe dfects of
shocks in more detail in Sect. 1.3.2. Jets and outflows aoeigjlscting a significant
amount of turbulence into the ambient medium, but they anbatvly not the major
source of turbulent motion (Mac Low & Klessen 2004; Arce eR&l07).

1.1.3 Star formation in associations

Massive O and B stars only form in associattanhis is an observational fact, not
something proposed by theory. As a MC or GMC collapses, it bvéak up into
smaller fragments, each fragment may go on to form a star.sMastars are typi-
cally located at the centre of MCs (Evans 1999). Currentiydlare two competing
scenarios for the formation of massive stars: either thayfio the same way as low
mass stars, that is by accreting matter from a protostetiaelepe, or they form from
several low mass stars which coalesce into a single madsivéBally & Zinnecker
2005; Beuther et al. 2007).

Elmegreen & Lada (1977) originally proposed that the ma&s€M stars form
first. Outflows and winds from these stars then impact on the@snoding material,
and the shock waves compress local density perturbatiotiseiMC leading to a
new generation of low mass stars. This is known as triggetadfermation. It is
also expected to occur in clusters and associations with assive stars but to a
lesser degree.

An important parameter in determining whether triggereat §rmation is ef-
ficient, is the shock velocity. For shock velocities greaten ~50 km s, shock
waves disperse clumps (Bricefio et al. 2007). Shock vessciielow 15 kms' only
cause slight temporary compression of cloud cores, so iardaf this mechanism

1We here reserve the term cluster for a gravitationally botmitection of stars, while associations
are groups of stars, but not necessarily gravitationaliyniab
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to be dficient, shocks should have a velocity in the range t6-50 km s* (Bricefio
etal. 2007). Several examples of triggered star formatarelibeen discovered (Arce
et al. 2007) including the Orion OB association (see belostS1.4 and Vannier
et al. 2001).

Besides driving strong stellar winds and outflows, masdiaesswill also ionize
their surroundings. lonization fronts are also drivingahwaves into the MC with a
typical velocity of~10-15 km st (Elitzur & de Jong 1978). The strong far-UV radi-
ation fields of massive O and B-stars also powers photo dasmt regions (PDRS).
We return to PDRs below in Sect. 1.3.3.

The closest active massive star forming region is the Oriamelgular Cloud
(OMC1). The distance is500 pc. | will return to OMC1 in Sect. 1.4 and Chapters
3-5.

1.1.4 |Isolated star formation

Isolated star formation is much better understood tharteled star formation. Part
of this is because in clusters it can béfidult to disentangle thefiects caused by
numerous high- and low-mass protostellar objects. Alsatbgest sites of isolated
star formation are much closer to Earthl60 pc; Taurus, Chaemeleon gn®ph),
meaning that it is possible to observe physical and chenpicaiesses in greater
detail.

In general the mass and column density of isolated corewer lfor isolated pro-
tostellar and prestellar objects than cluster objects (giga et al. 1999). This could
imply that the formation mechanism isfidirent for cores in isolated and clustered
regions, with the latter formed by fragmentation of highesss, more turbulent cores
(Ward-Thompson et al. 2007). However, more observatioasequired to quantify
this.

1.2 H, Molecule

The hydrogen molecule, Hs the most abundant molecule in the Universe. Since
it is a homonuclear molecule it posseses no permanent dipofeent and rovibra-
tional transitions are forbidden electric quadrupole $faons. This implies that the
lifetime of H, in rovibrationally excited states is high, typically of tbeder of a year
(Wolniewicz et al. 1998). Even though heteronuclear egcitelecules have much
shorter lifetimes, they are at least four orders of magmitiess abundant. Therefore
H, remains one of the most observed molecules.

1.2.1 Rovibrational transitions

In this thesis we are only considering rovibrational tréinss in the electronic
ground state of b X! Za. For rovibrational transitions we have the following se-
lection rule for the rotational quantum numbér,AJ=0,+2. There are no selection
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Table 1.2: Properties of the three rovibrational tranagiov=1-0 S(0), +1-0 S(1)
and v=2-1 S(1). Here I list the energy of the upper level), the wavelength in air
and the frequency in vacuum (Blaékvan Dishoeck 1987), degeneracy and Einstein
A codfticient (Wolniewicz et al. 1998).

v=1-0S(0) w1-0S(1) w2-1S(1)

Euks (K) 6474 6947 12551
A (um) 2.22268 2.12125 2.2471
v (cm1) 4497.84 4712.91 4448.96
9195 5 21 21
A(107 st 2.53 3.47 4,98

rules for vibrational quantum numbers, v. The nomenclatoreéhe rotational selec-
tion rules is as follows

0 Q-branch

-2 S-branch
Ad =
+2 O-branch

Rovibrational transitions are located in the near- and michred (NIR and MIR,
respectively) part of the spectrum. A transition is dendigdirst writing the vibra-
tional transition followed by the relevant branch and thedorotational level. Thus
the transition from w1 to v=0, J=3 to J=1 is written v=1-0 S(1). In this thesis the
main focus is put on the three rovibrational transitiorsls0 S(0), +1-0 S(1) and
v=2-1 S(1). In Table 1.2 some properties of these transitioagaen.

Because the molecule is light, the energy levels are widedhgad. For example
the =0, J=1 level has an energy of 170 K. The energffetience between the=0,
J=2 andJ=0 levels is 510 K, which corresponds to the lowest rovibraldransi-
tion, v=0-0 S(0) at 28:m. As we will see below, this implies that a high kinetic
temperature is required to collisionally excite.H

1.2.2 Excited B

Consider a gas consisting obholecules. We assume that the gas is in local ther-
modynamic equilibrium (LTE). This implies that the levelgdation distribution is
a Boltzmann distribution and that for a given levethe population is

i
o)
whereg,;g; is the level degeneracy (see below),the energy of the levekg the
Boltzmann constant an@ the temperature. If the populations of two levels are

known from observations, it is possible to calculate a gpomding temperature,
the excitation temperaturdey. If the Hy gas is in LTE, the excitation temperature

E
N o< 0193 exp(—— (1.2.2)
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corresponds to the kinetic temperature. In the interstaliadium this is typically
not the case because of the low density.

If we assume that the line is optically thin for a given khe, it is possible to
calculate the column densitid from the observed line brightneds, The probability
for spontaneous emission is given by the Einstein Aflicient. The column density
of the upper level is given by:

4 |
N=—-—.
hc A
To estimate whether the assumption that the line is opji¢hih, we may calculate
the optical depthr, for a transition between an upper and lower level:

(1.2.2)

= Al‘@/ﬁ

=ag N (1.2.3)

whereuv is the line width andy, | is the degeneracy of the upper and lower level. For
the v=1-0 S(1) transition we find

r=307x 102 %C?:)] . (1.2.4)

In OMC1 the total H column density is of the order of #cm (e.g. Masson et al.
1987; Genzel & Stutzki 1989; Rosenthal et al. 2000) anti-@ S(1) linewidths are of
the order 0~30 km s (e.g. Chrysostomou et al. 1997). The optical depthlie3.
Therefore the assumption that the line is optically thin todthission is fulfilled.
Typically only dust grains will prevent fHemission from escaping the gas.

To evaluate the state of the gas, it is often usefull to makel&®ann plot or
excitation diagram. In such a diagram 165, g;) is plotted versus the upper level
energy. If the gas is in LTE the points will lie on a straigmdiwith a slope of1/T
according to Eqn. 1.2.1. If the gas is not in LTE, the point# typically lie on a
curve and display a range of excitation temperatures.

1.2.3 Orthg/para ratio

H, is a diatomic, homonuclear molecule, and as such the totaeauspin will be
either =0 or 1 corresponding to the nuclear spins being anti-pdraligoarallel,
respectively. The degeneracy caused by the nuclear spiveis by g =2I+1 and is
thus either 1 or 3. The rotational degeneracgjs2J+1. The total wave-function
of the molecule must be anti-symmetric which means thatefribclear spins are
anti-parallel the rotational quantum number must be evelhvare versa. These two
states are known as para-ldnd ortho-H respectively. For any pHimolecule it is
only possible to change the rotational quantum numbehy O or+2, so if a b
molecule is in the para-state, it will remain there, unléssxchanges a proton with
another species (e.g. H,"HH?; see below). The same is true for orthe-H
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Figure 1.2: LSE orth(ara
ratio as a function of ki-
netic temperature. For tem-
peratures greater than300
K the orthgpara ratio is 3,
while it is ~0 for tempera-
tures lower than 20 K.

ratio

Ortho / Para

L
300

Temperature / K

If the gas is in local spin equilibrium (LSE) the orfpara ratio is given by

2 exp( =&
ortho/ para(LSE) = Notho _ 230dd919 p( k_BET)
para 2.3 evendi 03 eXp(kTTJ)
2.30dd393 eXp(ETETJ)
= B (1.2.5)
2.3 evendJ eXp(m)

In the high temperature limit the LSE ortipara ratio is equal to 3. This is
illustrated in Fig. 1.2 where it may be seen that for tempeest greater thar300
K the orthgpara ratio is equal to 3. As it is possible to determine antaton
temperature observationally, so it is also possible torddtee an orthgpara ratio
observationally by using a Boltzmann diagram. If the ofplaoa ratio is diterent
from 3, the high temperature LSE value, ortho-points willdigplaced with respect
to their para-counterparts. The amplitude of the displaa&mwill give the orthgpara
ratio. If the displacement is independent of the level, tthenmeasured orthpara
ratio will be equal to the total orthipara ratio. In general this is not the case in the
interstellar medium.

In this case it is necessary to evaluate the gph@ ratio for each level. For a
given level, (W), this is done by first calculating the excitation tempemtuom the
levels (vJ-1) and (vJ+1). This temperature is then inserted into Eqn. 1.2.5 and the
orthgpara ratio is calculated (Wilgenbus et al. 2000).

It is only possible to change the orppara ratio through reactive collisions in-
volving proton exchange reactions. According to SchofiéRb(7) the exchange re-
action between kland H shows an activation energy ©8900 K and is therefore
insignificant in the cold interstellar medium. In a cold datkud, only slow ex-
change reactions with H H} and other protonated species will occur (Flower et al.
2006). In a cold dark cloud witdi = 10 K, densityny = 10° cm™3, cosmic ray
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Figure 1.3: Orthgpara ratio
as a function of time in a
cold dark cloud (Kristensen
etal. 2007a). See text for ini-
tial conditions.

103 104 105 108 107
Time / yrs

ionization rate %1071" s™! per H atom and an initial degree of ionization-ef08

it will take more than 10years to go from an orttipara ratio of 3 to the equilibrium
value at 10 K 0~2x1072 as illustrated in Fig. 1.3. The conversion timescale is only
weakly dependent on density.

In hot gas it is possible to overcome the activation energyidraand exchange
reactions with H are the mosffient method for interconversion. In Sect. 2.2.2
we show that this process will becomffigient at kinetic temperatures greater than
~800 K.

1.3 H, excitation mechanisms
It is possible to excite blin one of three ways (e.g. Tielens 2005; Habart et al. 2005):
1. Formation excitation, in which atnolecule is formed in an excited state

2. Collisional excitation, where the gas is heated, andistolls with other
molecules excite bl

3. Radiative excitation, where the gas is subjected to agtradiation field and
H» molecules are excited by absorbing this radiation

In the following | will briefly go through each of these threeeaimanisms. Of the
three mechanisms | will focus on collisional excitationlas is the main interest of
this thesis.

1.3.1 H, formation excitation

The binding energy of blis ~4.5 eV or~51 000 K. This binding energy is divided
between the grain (internal heating), kinetic energy oftlaeand internal energy in
H, (i.e. the molecule is formed in a rovibrationally excitedts). At the moment



1.3 H» excitation mechanisms 11

several experiments are underway to determine how therilgrethergy is partitioned
among the constituents, and in particular what the inteznalgy distribution is and
what the orthgpara ratio is.

In cold molecular clouds His formed on the surface of ice-covered dust grains,
the ice is primarily composed of 40 and CO. Experiments have already shown that
the formation of H may proceed quite rapidly on ice surfaces (e.g. Manico et al.
2001; Hornekeer et al. 2003; Perets et al. 2005; Amiaud ebDal7 R

In hot regions, such as close to stars or in shocks, the icytlesaocovering the
dust grains will evaporate. Therefore it is also necessapetform the experiments
on grain surfaces that simulate bare grains, such as silead carbonaceous sur-
faces. This is also currently a work in progress (e.g. Pehonet al. 1997a,b; Perry
& Price 2003; Hornekeer et al. 2006).

The energetics of the formation process has been measurgitténent groups,
both on bare grain analogues and ice-covered grain anaqgug Hornekeer et al.
2003; Creighan et al. 2006; Amiaud et al. 2007). Very regetfté orthgpara ratio
of newly formed H has also been measured (Amiaud et al. 2007, F. Dulieu, priv.
comm.).

In principle it should be possible to observe the formatigaitation directly in
cold dark clouds. As mentioned previously, lhes are optically thin under inter-
stellar conditions, so any+tmission will escape the gas. Several surveys have been
performed of dark clouds, but so far without results (TinéleR003, and references
therein).

1.3.2 Shocks

A shock may be defined asarly pressure-driven disturbance which is time-
independent (in a co-moving reference frame) and which effects an irreversible
change in the state of the medium” (Draine 1980). A more popular definition of a
shock is that it is atydrodynamical surprise” (Cherndt 1987). For a few reviews
of shock physics and chemistry | refer the reader to e.g. M@r§l980); McKee &
Hollenbach (1980); Cherric(1987); Hollenbach et al. (1989); Hollenbach & McKee
(1989); Draine & McKee (1993); Hartigan (2003).

Rankine-Hugoniot Equations

The Rankine-Hugoniot equations are the fundamental empstiescribing how
physical properties of a medium change across a shock fiidrg.derivation of the
equations is made by assuming the shock-front is infinitepdade-parallel. Using
the conservation laws for magg (momentum and energy flux over the shock front it
is now possible to derive the following equations (subdctigdenotes the pre-shock
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zone and 2 the post-shock zone):

P11 = P22 (1.3.2)
PLE+PL = povs+ Pr (1.3.2)
1 1
p1iUs + prog + Eplvf = p2v2Uz + povz + Epzvg, (1.3.3)

wherep is the pressurd) is the internal energy of the molecules anthe velocity
of the flow in the reference frame of the shock. The first equafil.3.1) concerns
the conservation of mass across the shock front, the sedoB@) the conservation
of momentum and the third (1.3.3) the conservation of energy

The above equations are only valid in the absence of a magheld. In the
presence of a magnetic field the Rankine-Hugoniot equasicmsomewhat modified
(e.g. de H&Emann & Teller 1950; Draine 1980).

J-Type versus C-Type Shocks

In the absence of a transverse magnetic field neutral pest{eltoms, molecules and
grains) and charged particles (ions, electrons and graihbghave in the same way,
as a single-fluid medium with the same velocity and tempegatit is impossible
for the medium in the preshock zone to receive informatioouathe shock-front, as
the shock-front is moving at a supersonic speed. Thus thpdarature and density
changes over a distance corresponding to the mean free ptth particles. This
type of shock is called a jump-type shock (J-type), as theghan temperature and
density resembles a discontinuity. In the post-shock zbeartedium cools under
constant pressure.

Introducing a non-zero transversal magnetic field will sefmthe constituents
into neutral, positively and negatively charged partieed it behaves as a multifluid
medium. In a multifluid medium the charged particles coupléhe magnetic field
and they will gyrate around the magnetic field lines. The rayarticles are not
directly dfected by the magnetic field, only through collisions withrgea particles.
Charged dust grains will also couple to the magnetic field.

A mechanical signal can propagate at several distinct itedsc The sound
speedcs, the Alfvén velocity,va and the ion magnetosonic speeghs. The sound

speed is
Co= /VKLT (1.3.4)
M

wherevy is the heat capacity ratio /% for a monatomic gas ang3for a diatomic
gas),kg Boltzmann’s constanil the temperature andthe mean molecular weight.
Cs is typically less than-1 km s in a cold dark cloud. The Alfvén velocity is given

as (Alfven 1950)
f 2
oA = i (1.3.5)
4o
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whereB is the transverse magnetic field strength anithe density. In a cold dark
cloud it is of the order of a few knT$. Similarly the ion magnetosonic speed is given

as
B2
Uims = 4_ , (136)
\ 47pi

wherep; is the ion density. A typical value is1000 km st in a cold dark cloud.

For small transverse magnetic fields the shock still costaid-type shock front,
because, even though the charged particles react to theati@fiald and form mag-
netic precursors, the neutral particles will not have timescouple to the ions before
the arrival of the discontinuity. When the magnetic fieldpgmases a critical value,
Bcrit the neutrals have time to recouple to the ions (Draine 1980).

When the magnetic field strength is greater tBgs the precursor is long enough
that the neutrals do not undergo a discontinuity, and thelsisonow a continuous (C)
type shock. This evolution is illustrated in fig. 1.4, wheré-type shock progresses
into a C-type shock as the magnetic field increases. The @lig;; can only be
determined analytically for adiabatic shocks.

In a C-type shock the shock velocity must be greater than tiveAvelocity and
the local sound speed. Otherwise information about theadrof the shock front is
directly relayed to the neutrals and the gas will only be pdsimot shocked. In factin
the reference frame of a C-type shock, the gas flow is alwgysrsanic. Information
about the shock front can travel faster than the shock thrabg charged particles
if the shock speed is lower thaf,s. The information is then relayed to the neutral
particles through collisions with the charged particles.

The magnetic field is usually assumed to be frozen into the tiné charged
particles (Draine 1980). The parametrization of the prekhibansverse magnetic
field is

Bo = b x vny (cm3) uGauss (1.3.7)

where ny is the number density of the ambient medium in units of gmand
b is the magnetic scaling factor. In the interstellar medibns typically 0.1-3
(Draine 1980). This relation has been validated for regieitis densities higher than
~10° cm™3 both through observations (e.g. Troland et al. 1986; CertéhTroland
2007; Crutcher 2007) and simulations (e.g. Padoan & NorL§99).

The heating associated with the passing of a shock wave caxséation and
(possibly) dissociation of Hl The main coolant in the wake of a shock is. Hf
H. is dissociated, the gas temperature will increase rapidbabse the main coolant
is lost. The sound speed increasesViB so the temperature increase leads to an
increase in sound speed. However, as the sound speed exreaily the gas flow
will become subsonic in the reference frame of the shock. @diet of transition
between super- and subsonic gas flow is known as a sonic pbDiating such a
transition, the C-type shock will collapse into a J-typedho
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J - TYPE, Vi small Bog
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V | WITH PRECURSOR \ Vg Figure 1.4: Evolution from a J-
(Vs < Vims ) type shock to a C-type shock by
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™ magnetic precursors, and when
& | feerr——L——r the magnetic field is larger than
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v| €T TYPE Vi is a C-type shock. L is the
(Vs < Vims) : typical length scale. Velocities
= are given in the restframe of the
POSITION Z shock-front (Draine 1980).

Jets, outflows and bow shocks

Shock waves in the interstellar medium are observed thrdahgin cooling mech-
anisms. The origin of these shock waves includes numeroaegohena such as
supernova explosions, supersonic turbulent motion (whigain may originate in
different ways), cloud-cloud collisions, jets and outflows frgmaing stellar objects
or from active galactic nuclei. In this thesis | only considbock waves originating
in young stellar objects.

Shock waves may either be created by jets impinging in theemhimaterial or
by bullets which are individual clumps of gas moving at sgpaic velocities. In
both cases the shock wave will take the shape of a bow as lesiaterial is being
shocked and pushed aside.

At the head of the bow the shock speed will be at a maximum regiti a max-
imum in temperature. Often, but not always, the shock atithefta bow shock
will be a dissociative J-type shock. The main coolants aea #tomic or ionic, as
molecules have been dissociated. Further down the wingshibek velocity will de-
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Figure 1.5: Schematic of a bow shock.
oot The bow shock is dissociative at the tip.
The locations where radiative coolants
make their primary contributions are indi-
cated. From Smith et al. (2003).

Figure 1.6: Detailed view of

the internal shock structures in
a bow shock as seen from the
reference frame of the internal
working surface (Mach disk).

The jet and ambient material
are both impinging on the Mach
disk in the reference frame of
the shock. From Hollenbach
(1997).

crease. This leads to a decrease in temperature. In thisfiae shock the molecules
will not dissociate and they will be the dominants coolaiitsis is illustrated in Fig.
1.5 and has been observed in a number of objects, e.g. sélerag-Haro (HH)
objects (Bally et al. 2007, and references therein) and thenCbullets (Allen &
Burton 1993).

If the shock wave is generated by a jet, the structure is morgtex as illustrated
in Fig. 1.6. We here follow the description outlined in RagaCabrit (1993). As
the jet reaches the ambient medium it is slowed down. Howasenaterial from
the jet is continuously flowing from behind the shock surfate velocityus, this
creates an internal working surface (also known as the M&#) @here the jet is
pushing from behind and the ambient material is pushing fteerfront. The trapped
material is ejected sideways and interacts with the amlgiaat The ejected material
will form a bow shock on the outside and a jet-shock on thedmsin between the
two is a mixing layer consisting of a mixture of the jet maa¢and the ambient gas.
The mixing layer expands and fills the cavity created by th& sloock.

Shock velocity

Observationally, it is often dlicult to measure the shock velocity. While it is rela-
tively straightforward to measure the velocity of an objegh;, through radial ve-
locity and proper motion studies, this is typically not theesk velocity,vs. If the
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preshock medium is moving at a certain velocitye with respect to the shock wave,
the shock velocity is given ag = vobj — vpre-

This has been observed with knots of excitation in prottstgéts, where the
preshock gas has been swept up by previous shocks, and igeirenoverrun by
new shock waves (e.g. Arce & Goodman 2002). It has also beseradd in large
scale outflows, where an initial outflow accelerates theosumding gas. Outflow
events following the initial one will then encounter the b®ck gas of the first
shock wave, and the shock velocity is lower than the obsevedatity of the shock
wave. this has been observed in planetary nebulae (e.g. NI2T; Latter et al.
2000) and regions of massive star formation (e.g. OMC1; &#dral. 1995, and see
below, Sect. 1.4).

Models

Some of the first shock models created were published in 19@lfebach & Shull

1977; Kwan 1977; London et al. 1977). These were all plartgpd-shock models.
Later Draine (1980) introduced C-type shocks and providedfirst planar C-type
shock model (Draine & Roberge 1982; Draine et al. 1983). Qiveryears several
groups have published planar shock models, but a generalwrés considered be-
yond the scope of this thesis. The shock model used in thik was first described
in Flower et al. (1985) and most recently in Flower et al. (0&nd Flower & Pineau
des Foréts (2003).

What is common for these models is that they model a 1D planaHipl shock
front impinging on a preshock medium. In the model the MHD auns are in-
tegrated and typically the chemistry is rather extendedh aitleast several tens of
different chemical species linked by hundreds of reactionsalerthe models are
1D, it possible to calculate the models self-consisterge(Chapter 2 for details).

It is also possible to put more emphasis on the 2D or 3D gegmather than
the detailed physical and chemical modelling. Usually thendistry is rudimentary
at best. For examples of this type of model, see e.g. Smith &G03); Raga et al.
(2002); Smith & Brand (1990) for 3D models or e.g. Raga & Cafib93); Lee
et al. (2001); Ostriker et al. (2001); Lim et al. (2002); Fraget al. (2005) for 2D
models. 1D models have also been combined to produce 2D or@&i2Is1 This has
previously been done by e.g. Smith & Brand (1990); Smith e(2003). Here we
will also construct a 3D model from 1D models, this is the sabpf Sect. 2.3.

1.3.3 Photo-Dissociation Regions

Another important excitation mechanism o5 kh the interstellar medium is found
in photodissociation regions or photon dominated regi®i3Ks). Here the UV and
far UV radiation fields of massive OB stars are strong enoogixtite a substantial
part the surrounding molecular gas. Close to massive dtargias is ionized and
we find the bright HIl regions. As we move away from the star rédiation field

weakens and at a certain point H recombination is mdiectve than ionization.



1.3 H» excitation mechanisms 17
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Figure 1.7: Schematic view of a PDR, showing th@efent zones surrounding an O
or B star. Adapted from Hollenback Tielens (1999).

This marks the beginning of the PDR. Moving further away frtma star there will
be a transition zone where H reformg.HDther species are also ionizedcombined,
dissociatefireformed. The end of the PDR is typically marked by the refation of
O; (Hollenbach & Tielens 1999). The structure of a PDR is shawhig. 1.7 where
some of the important ionizatigrecombination and dissociati@aformation zones
are displayed. Kinetic temperatures in PDRs are lower thamacks. Typically it is
~a few hundred K, but it may be as high as 1000 K in very densemegi

In a PDR B may be excited rovibrationally by first being UV-pumped to an
electronically excited state. The excited molecule widrilfluoresce back into the
ground electronic state, from which it will cascade dowrotlgh rovibrational tran-
sitions (Hollenbach & Tielens 1997). However~t10—-15% of the electronic excita-
tions the molecule will dissociate. Because molecules esediectronically excited,
(high v, highJ) lines are characteristic of PDRs. In shocks very high taaipees are
required to collisionally excite kto (high v, highJ) levels. Typically B molecules
are dissociated before reaching these levels.

The radiation field of the massive stars is measured eithigs ahthe radiation
field of the interstellar medium. values are typically qubie either “Draine-units”,
x (Draine 1978) or “Habing-units”, g(Habing 1968). The Habing-unit has a value
of Gp=1.6x10"° Wm2 in the range 6 e\« hy < 13.6 eV (Habing 1968) whereas
the Draine-unit is a spectral distribution betwees13.6 eV.

Models

Recently a meeting was held with the sole purpose of comgpden PDR codes.
The detailed results of the meeting are given in Rollig e2007). In this work, two

different models will be used to estimate the brightness obdém@DR zones. The
first model is a steady-state, stationary model, the sed¢dVeudon PDR code” Le
Petit et al. (2006) while the other has been made to modelrt@yals observed in
Orion (Storzer & Hollenbach 1999).

The “Meudon PDR code” model models a semi-infinite slab ofenalar gas

illuminated from one side by an intense FUV radiation fielheTensity throughout
the slab is considered to be constant. The model then ctdsuilze level populations



18 Introduction

for H, through the PDR, as well as including 491 chemical reactiditis 72 species.
The model does not consider the motion of the ionizationtfioto the medium or
advective heating of the gas. The latter is of importancehas/s by Lemaire et al.
(1996).

Storzer & Hollenbach (1999) calculates a model where theeoubhr gas is
spherically shaped with varying densities throughout thleese. The sphere is il-
luminated from one side by an FUV radiation field. Advectignincluded in the
models as well as mass loss from the sphere due to ionizagitimelradiation field.

1.4 Orion

The Orion Giant Molecular Cloud (OGMC) is a large complex afletular clouds
covering more than 150 dégn the sky. The largest is the Orion A Molecular Cloud,
which itself is a complex of molecular clouds covering 29 deg the sky (Mad-
dalena et al. 1986). An image of OGMC recorded in CO emiss@hown in Fig.
1.8. For a full description of the environment see e.g. Ge&zZgtutzki (1989).

One of the components of the Orion A cloud is the visible Omgebula (ON;
also known as M4243 and NGC1976). ON is described in a recent review by O’Dell
(2001). The ON is an HII region generated by the Trapeziunstelu a group of
five O and B-stars, and the Orion Nebula Cluster (ONC). Thess gprimarily the
Trapezium stars) are forming a blister of ionized hydrogemf OMC1 and that the
Trapezium is slowly ionizing more and more material from OM@ating into the
molecular cloud (Wen & O’Dell 1995). The location of the imation front with
respect to the Trapezium stars is illustrated in Fig. 1.9.

The brightest member of the Trapezium clus&Qri C, is an 06 starg*Ori C
is located 0.25 pc from the main ionization front (O’Dell 2000’Dell et al. (1993)
have published images obtained from the Hubble Space BgegtiST) revealing
protoplanetary disks (proplyds) surrounding low masssstahese proplyds appear
as dark silhouettes against the bright background of theddibn. It is believed that
the part of the proplyds facing the Trapezium stars are bedttgn away by the strong
stellar winds and radiation fields emitted by these stars.

ONC is a cluster with~3500 stars all located within 2.5 pe18.7) of the centre
(Hillenbrand 1997). Using Hertzsprung-Russel diagrams fossible to infer that
the age of the cluster is 10° yrs (Hillenbrand 1997). ONC is located on top of the
greater Orion Molecular Cloud 1 (OMC1), which is a part of @gon A complex.

Approximately 70 (~0.16 pc) north of the Trapezium stars is the Becklin-
Neugebauer object (BN). It is a B3-star deeply embedded enntblecular cloud
(Av = 17 mag; Gezari et al. 1998), and was first observed in the KibgrBecklin
& Neugebauer (1967). Since then it has been observed at téwery wavelength
from X-ray to radio (e.g. Garmire et al. 2000; Churchwell et1®87). The BN ob-
ject is located at the heart of the BN-KL nebula, which is tedaon the surface of
OMCL. Below we describe the BN-KL nebula in greater detalil.
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Figure 1.8: The Giant Orion Molecular Cloud as observedublbCO emission.
The Orion Nebula is shown at co-ordinates 32, 5'25" (Maddalena et al. 1986).



20 Introduction

BN-KL Orin-S

oSS
S

SR %
""I{'/,,;’&('

SRS
\\\§\\\"‘::::';;‘;;:::‘:"
\\‘

N

= =

s

N
M

Figure 1.9: Three-dimensional image showing the surfacerideed by the main
ionization front on OMC1.6*Ori C is located 0.25 pc above the ionization front
(O’Dell 2001).

610ri C is responsible for forming a PDR in the Orion Nebula. Téwiation field
of 61Ori C near the BN-KL nebula is estimated to be 248° times the Habing field
including attenuation by dust (Stérzer & Hollenbach 199Blpwever, the magni-
tude of the radiation field may be underestimated by an ortleragnitude (Ferland
2001).

1.4.1 Outflows in the BN-KL nebula

The BN object is located at the heart of the infrared KL neljleinmann & Low
1967). This nebula consists of two butterfly shaped wingsitas later been resolved
into numerous smaller objects (e.g. Stolovy et al. 1998,s&®dbelow). The outflow

is shown in Fig. 1.10. Threefllerent types of outflow has so far been connected with
the BN-KL nebula. The outflows are schematically shown in Aidl1 and briefly
described below.

1. A fast outflow where bullets are moving radially outwardsfi the centre of
the nebula at velocities of several hundred kin@.g. Axon & Taylor 1984;
Allen & Burton 1993; Burton 1997; Lee & Burton 2000; Kaifu dt 2000;
Doi et al. 2002). These bullets are primarily located far® NW of BN-KL,
although a few are found SE (Kaifu et al. 2000). At the headachebullet is a
bright cap of [Fell] emission with blemission trailing behind (Allen & Burton
1993). Based on proper motions, the dynamical age has beéemileed to
~1000 years (Lee & Burton 2000; Doi et al. 2002).

2. A bipolar molecular outflow oriented NW-SE. This outflowsMast detected
in CO (Kwan & Scoville 1976; Zuckerman et al. 1976) and thdlowt speeds
are of the order of 30—100 km's This is the outflow giving rise to the butterfly
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Figure 1.10: Structure of continuum-subtractegl2H12um emission in OMC1. The
positions of BN, radio source | and radio source n are marked2 is located-1"
N of radio source I. The image was obtained with the Subarasbelpe.

shape of the KL-nebula. The outflow is one of the most lumingaemitting
objects in the sky. Recent measurements of the 3D velocitlp cflumps show
that their velocities are similar to the velocities of the ©@Qflow. We name
the northern wing of K emission Peak 1 and the southern Peak 2 following
Beckwith et al. (1978). The origin of this outflow is possilsiynilar to the one
described above.

3. Aslower outflow perpendicular to the previous outflow tfidlescribed by Gen-
zel et al. (1981). This outflow is primarily observed in masearission from
H,0, OH, SiO and methanol masers (e.g. Genzel et al. 1981; Mé&nteeid
1995; Greenhill et al. 2004a). The 3D velocities of masereHaeen mea-
sured to be-18 kms! (Genzel et al. 1981; Hirota et al. 2007). This outflow
has a NIR counterpart as decribed in Chrysostomou et al7j188ssen et al.
(2007); Lemaire et al. (2007). The SW part is blue-shifted anly this part
of the outflow has been detected in the NIR. The NE part is fnigbdeeply
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Figure 1.11: Schematic show-
ing the distinct outflows in the
OMC1, BN-KL region. The
bullets, the bipolar outflow and
the slower outflow are illus-
trated (see text for descriptions).
The background image shows
continuum-subtracted =4-0
S(1) emission; from the Subaru
Telescope.

buried in the molecular cloud. This outflow is older than thikeo outflow
with a dynamical age o£3000 years. Furthermore this outflow is centered on
radio sources | and n (Genzel et al. 1981; Johnston et al.; M88ten & Reid
1995).

The origin of the outflows is not yet clear. This outflow is wnégand no other
sites of active massive star formation has shown similaviagtwhere more than 50
jets or “fingers” have been launched (Schultz et al. 1999)théumore the nature
of the outflow itself is not clear. Two scenarios have beempgsed: In the first the
outflow is caused by an explosive event in which all bulletd aelumps have been
ejected from a central source and it is these objects we aveoheerving (e.g. Allen
& Burton 1993; Doi et al. 2002). In the second scenario thdebsiland clumps
are caused by shock instabilities in a swept-up shell driver large scale stellar
wind from a central source (e.g. Stone et al. 1995; McCawgh&Mac Low 1997).
Nissen et al. (2007) propose that at least some of the objeetsaused by small
protostellar outflows in the region and Gustafsson et al0§a) show that some of
the emission is caused by a turbulent cascade. Accordirgetauthors both of these
contributions are small compared to the energetics of tieeadvoutflow.

1.4.2 Central engine

There are several massive stars near the centre of the ositflevst of all there are
radio sources | and n. Radio source | is a deeply embeddedveasar, so far only
observed in radio (Menten & Reid 1995; Greenhill et al. 2Q@kbuther et al. 2005).
Radio source n is another massive star, however less massiviess buried in the
molecular cloud than source | (Greenhill et al. 2004a,b;tBeuet al. 2004) and
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observed in the NIR (e.g. Lemaire et al. 2007). Both of theseces show evidence
of protostellar disks (Greenhill et al. 2004a,b; Shupingle2004). The disks have
position angles 0£135 (Greenhill et al. 2004b; Reid et al. 2007). Both sources are
surrounded by a ring of maser emission fros3{ OH and methanol masers (Genzel
et al. 1981; Johnston et al. 1989; Menten & Reid 1995; Grdlesthal. 2004b) and
source | is also surrounded by SiO masers (Menten & Reid 1991 luminosity of
source | is~10* L, while it is ~2000L, for source n (Dougados et al. 1993; Shuping
et al. 2004; Greenhill et al. 2004b).

BN is the brightest object at NIR wavelengths, however ittibates little to
the overall luminosity. The total luminosity from BN is2500 L, (Gezari et al.
1998). It is not as embedded as radio sources | and n and slodiskastructure.
Measurements of the proper motion of BN show that it is pdgsib ejected member
of the Trapezium cluster (Tan 2004; Rodriguez et al. 2005n&obet al. 2005).

The IRc2 complex consists of five bright condensations withtal luminosity of
~1000:500 L, (Dougados et al. 1993; Shuping et al. 2004). It is not cleastidr
all condensations are indeed protostars or if they are rexilgrilluminated by for
example source |. Recent observations show that the latppbably the case for at
least some of the condensations (Shuping et al. 2004).

Some 500 years ago three of the massive stars, BN, radioesbwacd radio
source n, were located within2” (~900 AU) of each other (Tan 2004; Rodriguez
etal. 2005; Gomez et al. 2005). If one or more of the massars siere still accreting
mass, then the proximity of other massive stars could dishgprocess and launch
an explosive event such as the observed fast bipolar outBaly(et al. 2005). This
does not explain the slower outflow connected with maser ams Nissen et al.
(2007) argue that the slower outflow could be caused by esinarce | or n, but that
the most likely candidate is source | due to its higher lursityo

1.4.3 Observations of H emission in OMC1

As mentioned above, OMCL is one of the best studied regiotiseoky and there
are more thar-100 refereed papers published each year on this objd&00 papers
between 1977 and now). To give a complete review of OMCL1 i®bédythe scope
of this thesis. Instead | will focus on observations and ysislof the hert of OMC1
based on NIR observations, primarily in thkeband. That is, | ignore the emission
created by the famouszHbullets north of BN. | will begin by giving a very brief his-
torical introduction before presenting the status today.abrief review of historical
aspects | refer the reader to Brand (2007).

Historical introduction

OMC1 has been observed in the NIR ever since the first disg@faovibrationally

excited B here (Gautier et al. 1976). At first it was proposed thaintds radiatively
excited (i.e. in a PDR Black & Dalgarno 1976). In 1977 sevenatels of shocked
gas were published (Hollenbach & Shull 1977; Kwan 1977; lamelt al. 1977). At
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this point only J-type shocks were considered. The foll@near, Beckwith et al.
(1978) measured the excitation temperature in OMC1 te2@00 K and soon after
the v=1-0 S(1) line width was observed to be greater than 100 ¥nfNadeau &
Geballe 1979; Nadeau et al. 1982; Brand et al. 1989a). Tewidth was interpreted
as originating from bulk motion rather than turbulent mat{@.g. Nadeau & Geballe
1979), thus providing evidence that the eimission was generated by shocks rather
than in a PDR. However, a major problem with this interpietatvas, that H is
dissociated at velocities greater than 24 kin@&wan 1977).

In a very important paper (Draine 1980) proposes that thenet@gfield could
help in softening the shock, and he thereby introduced €-$yjock waves. This was
later expanded in Draine et al. (1983). At the time the mogeatsided reasonable
fits to the observed Hemission (Chernid et al. 1982; Draine & Roberge 1982).

However, observations made by Brand and his group of Peakrth 06 BN
seemed to rule out planar C-type shocks. These observaticnge spectra showing
rovibrational H transitions in the<-band (Brand et al. 1988), emission from the 0-0
S(13) and ¥1-0 O(7) lines (Brand et al. 1989b), emission from the3vand =4
lines (Moorhouse et al. 1990) and emission from tk€0 S(1) line (Burton 1997).
More interestingly, the observations reported in Brand.et1®89b); Burton (1997)
also seem to rule out planar J-type shocks. They concludeCHtgpe bow shocks
are responsible for the emission (Smith et al. 1991a,b)ypé-bow shocks would
also be able to explain the observed linewidth of tkd40 S(1) line. But even with
a C-type bow shock, it would require an unusually high transe magnetic field
strength of the order of 10 mGauss (Smith et al. 1991a,b).

More recently Rosenthal et al. (2000) observed OMC1 withI8@-satellite.
They observed 56 pure rotational and rovibrationaliHes. Le Bourlot et al. (2002)
found that it was possible to reproduce the observations avitvo-component planar
C-type shock model.

The common trait for most of the above results (except Branal.e1989b) is
that they seek to reproduce most of the emission in Peak 1 ingke shock model.
There is noa priori reason why this should be so. Indeed high spatial resolution
observations clearly indicate that the medium is clumpy simalv a large range of
both radial velocities and proper motions. But the obsé&mwatreported in Brand
et al. (1989b) show that at least theG+0 S(13) and #1-0 O(7) line ratio is constant
over most of the BN-KL nebula at a spatial resolution 6f S_ater observations
reported in Smith et al. (1997) confirms that line ratios dneast constant over the
entire region of OMC1, even if emission is not. They discussenvations of ¥1-0
S(0), S(1) and S(2) emission. This is in contrast to repodderby e.g. Schild et al.
(1997) where the line ratio of severabttansitions in theK-band is shown. These
ratios vary over OMCL1. The spectral resolution is compaablboth cases,land
0’8 respectively.
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Present status

The highest spatial resolution images now have resolutdnrgd’06—0'20. These
have been obtained with the HST (Stolovy et al. 1998; Chenl. &t98; Schultz
et al. 1999; Doi et al. 2002), the Canada-France-Hawaiistelge (Gustafsson et al.
2003; Nissen et al. 2007), the ESO 3.6 m telescope (Vanner 2001; Kristensen
et al. 2003), the ESO VLT (Lacombe et al. 2004; Gustafssor62D8maire et al.
2007) and other telescopes (e.g. McCaughrean & Mac Low 19&7ild et al. 1997;
Kaifu et al. 2000; Cunningham 2006). In Fig. 1.10 we show thecture of the H
emission from OMC1 along with the positions of radio sourcaad n and BN, as
discussed above. Observations show that

e H, emission is obscured by dust over the entire region. An ajtested num-
ber for the extinction is 1mag at 2.1dn (e.g. Brand et al. 1988; Rosenthal
et al. 2000), but this may vary locally. It is very possiblattive are only ob-
serving H emitting clumps moving out of the molecular cloud or verysdo
to the edge, and that weak features are bright but obscurgdBeand et al.
1988; Rosenthal et al. 2000; Vannier et al. 2001).

e The structure of K emission in OMCL is not fractal, but instead shows a pre-
ferred scale o~1000 AU (~2; Vannier et al. 2001; Gustafsson et al. 2006b;
Gustafsson 2006). This is consistent with a protostellgrufagion (Nissen
et al. 2007).

e The primary excitation mechanism forhs shocks (e.g. Kwan 1977; Smith
& Brand 1990; Rosenthal et al. 2000; Vannier et al. 2001; t€risen et al.
2003; Lacombe et al. 2004; Nissen et al. 2007) rather thaR e generated
by 61Ori C (e.g. Sternberg & Dalgarno 1989). Kristensen et al0@&howed
that the contribution from the PDR is of the order-af0% in bright clumps
located in a small region in Peak 2 (see also France & McCssdh05).

e There is not a lot of [Fell] emission at the heart of OMC1 (Sthet al. 1999;
Takami et al. 2002). The [Fell] emission that is detectedésied at the tip of
well-known HH-objects similar to the bullets north of BN. ihndicates that
the bulk of emission from shocked;Hs caused by non-dissociative shocks
(see Sect. 2.2.2).

e The proper motions of the objects in the inner region of OM@$ recently
been measured (Cunningham 2006). These data confirm thentbalage of
the outflow to be less thanl1000 years.

Even though it is clear that the bulk of emission is generateshocks, the exact
mechanism and, in particular, shock type is still a mystésgynoted in the historical
introduction, Smith et al. (1991a,b) argue that C-type bbacks with high magnetic
field strengths are the solution. Kristensen et al. (20083 tiwat for a limited region
in Peak 2 it is possible thatHmission is generated by a combination of C- and J-
type shocks. Lacombe et al. (2004) resolve individual shadikhs of shocks located
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between Peaks 1 and 2. This provides a very strong argumegrghibcks in this part
of OMCL1 are very likely C-type shocks.

A detailed analysis of a significant portion of individuatigips at the heart of
OMC1 has not been done so far. Radial velocities and prop&onshave now been
reported for individual objects where they are resolvedni@ugham 2006; Nissen
et al. 2007), but more work is clearly required.

1.4.4 Distance to Orion

The distance to Orion and in particular OMC1 is a source offmdebate. In Chapter
5 we wish to use the size of individual objects as a const@intheoretical shock
models, and therefore it is important that the distance taG2Ns known.

The distance to Orion is generally determined from

e Constructing Hertzsprung-Russel diagrams and fitting réteal isochrones
to the observed distribution. This method is highly modgiefedent and there
are large uncertainties involved with this method. Resartsbetween 36325
pc (Penston 1973) and 525 pc (Strand 1958).

e Observations of proper motion and radial velocities gEHnasers near source
I. Genzel et al. (1981) assumed a spherical, uniformly edipanshell of
masers and found a distance of 480 pc. However the geometry is more
complex (e.g. Greenhill et al. 2004a).

e Measured parallaxes of stars or masers in the ONC. This hes thene by
the Hipparcos once for a single star and the result Wagégébc (Bertout
et al. 1999). Recently the parallax of a radio-flaring stas weeasured using
the Very Long Baseline Array. This gave a distance of*g@@c (Sandstrom
et al. 2007). It is diicult to use the method of parallax for stars, since the
underlying molecular cloud prevents observation of baskgd stars. For the
stars at the edge of the cloud, it is necessary to verify they &re cluster
members. Recently the parallax of a maser spot near soures hveasured
by Hirota et al. (2007). They find a distance of 4412 pc.

Results from stellar observations tend to be lower than matsservations. This
could indicate that the distance between ONC and OMC1 aloadirie of sight is
larger than previously assumed. Here we are interestedeirdigtance to OMC1
and we adopt a distance of 460 pc throughout, both followlregexample of Bally
et al. (2000) but also since this is the average distance urezh$rom the above
observations of masers.

1.4.5 Magnetic field

Two direct measurements of the magnetic field strength in @QM&st. Through
observations of OH-masers near IRc2, Norris (1984) wastabider that the masers
are subject to a magnetic field with a strength~& mGauss. Using the Zeemann
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splitting of CN, Crutcher et al. (1999) argue that the magrfetld strength along the
line of sight is—0.36 = 0.08 mGauss at a position 24orth of IRc2. Both of these
measurements are very localized, and it is quite possilele dlo not apply to all of
OMCL1.

Chrysostomou et al. (1994) estimate the magnetic field gtinehy estimating
the Alfvén velocity,va from the dispersion of the position angle of the polarizatio
vectors. The Alfvén velocity is approximately equaltol.5 kmst. They estimate
that b~10 which at a density of focm3 corresponds to 10 mGauss. Their lower
limit is b~3. The same method was used by Gonatas et al. (1990) but absas/
were made at a wavelength of 10én. They estimatd to be ~4. Following the
discussion in Crutcher (2007) this method for estimatirg rilagnetic field may be
in error by a factor~2.

From polarization measurements in the near-infrared (daugh et al. 1986;
Chrysostomou et al. 1994; Simpson et al. 2006; Tamura ef@b)2and far-infrared
(Schleuning 1998) it is possible to derive the position argfithe field in the plane
of the sky. This has been done on a large scale. For indivicluaips and objects
the magnetic field orientation may beféirent as the medium is very clumpy.

1.5 BHR71 and BHR137

The two Bok globules (Bok & Reilly 1947) BHR71 and BHR137 (Bla et al.
1995a) are examples of isolated star formation. They are located on the south-
ern hemisphere and both show signs of active star formatBoth objects have
associated outflows, but whereas the BHR71 outflow has glieeein described in
detail in the litterature, very little is known of the BHR1®utflow. In fact we are
the first to report of observations in the NKRband of this outflow (Chapter 6). The
two objects are located at a distance~df75 pc and~700 pc, respectively (Bourke
et al. 1995b). Below | will describe in more detail what isealdy known about these
two objects, with emphasis on properties relevant for thaskw

1.5.1 BHR71 outflow

The BHR71 outflow consists of two ftierent outflows (Bourke 2001; Parise et al.
2006) centered on two filerent protostellar sources, IRS1 and IRS2 (Bourke et al.
1997) separated by3400 AU. IRS1 is coincident with IRAS 11590-6452 (Bourke
etal. 1995a). IRS1 is a Class 0 source (Bourke et al. 1997)R&# is more evolved,
probably a Class | object (Bourke 2001).

Bright HH objects are associated with the blue-shifted $ob& each outflow
(Corporon & Reipurth 1997), HH320 and HH321. They have beeaged in the
[SI] transition at 6711 A, indicating that at least part bétoutflows are dissociative.
The dynamical age of the HH321 outflow is estimated tc-B80 years (Corporon
& Reipurth 1997). It has not been possible to determine thwanhycal age of the
HH320 outflow yet. In Fig. 1.12 we show a finding chart of the BHRoutflow,
with the positions of IRS1 and 2 marked as well as the HH object
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Figure 1.12: Finding chart for the BHR71 region. (a) Imageve$K’-band emission
with ISO LWZ2 contours (5.0—8.Am) showing the locations of IRS1 and 2. (b H
v=1-0 S(1) emissior continuum. The locations of HH320B and HH321AB are
marked with plus signs.

H, was first detected by observations of thelvO S(1) line at 2.12m (Bourke
2001). Recently NIRIHK-band spectra were obtained by Giannini et al. (2004).
Here the spectra cover both HH320 and 321. Through detdilecksmodelling they
report of a preshock density of HH320A of16ém~3 and shock velocity of 41 knTs.
This is found by fitting a non-steady-state shock model withdbserved Kbright-
ness. The age of the non-steady-state shock is 475 yeard) ishin agreement with
dynamical age of the HH321 flow. The preshock density is ldivan what is pre-
dicted on basis of CO observations1in=2 (Parise et al. 2006). However, the latter
is the density of the molecular outflow which is compressedared to the ambient
preshock cloud.

1.5.2 BHR137 outflow

The BHR137 region is home to one IRAS source (IRAS17181-Y1406 at least
three YSOs and a mm source. The IRAS source is classified assa Ckource (Yun
et al. 1999) while the YSOs are more evolved, probably Clessurces (Santos et al.
1998). The mm source appears to be a molecular core (Reiptigh 1996). For
the outflow associated with BHR137 only the blue wing has lokgtacted through
CO observations (Henning & Launhardt 1998), implying tHe ted wing could be
emerging from the core. There are currently no publishedswtdjthe CO outflow.
Santos et al. (1998) performed NIRHK-band photometry of the region detecting
the three YSOs. Although they imaged the region, they diddetd¢ct the BHR137
outflow in Hp. In Fig. 1.13 we show a finding chart of the BHR137 region based
our data (see Chapter 6).
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Figure 1.13: H v=1-0 S(1)+ continuum finding chart for the BHR137 region. The
red box marks the location of the IRAS source with its assedi@rror ellipse, the
three black boxes show the YSOs (Santos et al. 1998) and the bdx shows the
location of the mm source (Reipurth et al. 1996).

1.6 Star formation in the Large Magellanic Cloud

The Magellanic Clouds are the nearest moderate-size gal&xithe Milky Way at a
distance o~50 kpc (Storm et al. 2004). They are out of the plane of the Xyadad
are relatively free of foreground extinction. Furthermdine Magellanic Clouds are
relatively low metallicity compared to the Galaxy (0.33 &émthe Solar metallicity
Fukui 2007). This makes them an ideal testbed for understgrstar formation in
external galaxies.

A particular type of compact HIl region has been discoverethe Magellanic
Clouds, the so-called high excitation blobs (HEBs; Heydéaiayeri et al. 1982).
They are characterized by a small size, high density, higihaion and high excita-
tion. Typically they are excited by more than one centrarseuThey are thought to
represent the early stages of massive star formation (Haaale2007, and references
therein).

30 Doradus is a giant star forming complex located in the &dwpgellanic
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Figure 1.14: (Left) K emission (Meynadier et al. 2004) akd emission (Testor
et al. 2007) of the N159-5 region. The colour scale has beegathso as to empha-
sise both faint and bright structures. (Right) Spitzer $paelescope image of the
entire N159 complex (Jones et al. 2005). From Lemaire e28DY).

Cloud (LMC). The actual size of the 30 Dor complex is unknowut it probably
stretches over more than 1000 pc (Blitz et al. 2007). SeB@&0 pc south of the cen-
tre of 30 Dor a chain of HIl regions are located (Henize 19%G}§ believed that the
star formation process started at the centre of 30 Dor andvisaontinuing towards
the south (Israel et al. 1996). N159 is the southernmostédjion in this association,
containing the first extragalactic YSO detected (Gatley.et381).

N159 is further divided into three giant molecular cloudd,59E, W and S. Of
the three, N159E has the highest dust mass (Rantakyro €08).2The HEB N159-
5 is located in N159E (Heydari-Malayeri et al. 1982). It is H tégion with a size
of ~6” (~1.5 pc). Itis associated with the IRAS source 05405-6946tz&pobser-
vations show that it is one of the brightest members of N168€3 et al. 2005). H
emission has previously been detected in the region (I&#&elorneef 1991; Krabbe
etal. 1991; Nakajima et al. 2005). NIR data give a clear iatitin that star formation
is continuing in this object. In fig. 1.14 we show a finding ¢hafrthe entire N159
region.

N159-5 is also known as the Papillon Nebula (Heydari-Mafage al. 1999)
because Hubble Space Telescope imagesaofd3dolved N159-5 into two lobes of
emission shaped like a butterfly (see Fig. 1.14). The twodadre located in the
western and eastern part of N159-5 respectively. Of the dlved, the western shows
continuum emission at 3 and 6 cm (Indebetouw et al. 2004). cEméral exciting
source could be an O4 star (Martin-Hernandez et al. 2005)56 M, star (Mey-
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nadier et al. 2004). It is located at the centre of the“Hutterfly”.

1.7 Outline

This thesis is roughly divided into two parts, models andeotations. In Chapter 2
| will describe the 1D shock model which | have used, and | gille some of the
results of a large grid of models I ran. | will also discuss Inoeks for verifying model
results. Tis Chapter may be considered a “tool”-chapteerelhdecribe the tools (i.e.
shock models and model results) that will be used in the aisabf observations.

We have observed OMCL1 injHovibrational emission lines at high spatial res-
olution using both the Canada-France-Hawaii Telescopéi{Qfnd the ESO Very
Large Telescope (VLT). The observations and data reduetierdescribed in Chap-
ter 3. Here | also provide details of data reduction that gexsic for comparing
images.

In Chapters 4 and 5 | analyse and interpret the observatib@MC1. This
analysis is ordered chronologically, that is, when | sthrey thesis work | began
by analysing the data from the CFHT and large-scale strestur OMC1 (Chapter
4). Later | went on to work on the data from the VLT, which aredtigher spatial
resolution and sensitivity. Here | have analysed indivichigects in terms of a 2D
shock model | have developped using results from the abovgiomaed grid of
shock models. The most recent result is the comparison afigiesbbject with a
newly developped 3D shock model (Chapter 5). In these twgtehs | will provide
a contribution to the ongoing discussion of the source pkhhission, in particular
whether emission arises in C- or J-type shocks. | will aldteceé on the impact of
the massive stars in the region on their surroundings, whireus on whether the
outflow is triggering a new wave of star formation.

In Chapter 6 | analyse fHemission from the outflows originating in BHR71 and
BHR137 observed using the VLT. Here, data consist of loitgspectra, thus in-
creasing the number of observed hkhes. Again the analysis has been made using
the results from the grid of models, which was not as strafgiward as for OMCL1.
Both this and the following Chapter have only been a minot pamy thesis work,
and so the Chapters are relatively short.

In Chapter 7 | analyse long-slit spectra of the extra-galadtl region N159-5
obtained at the VLT. | discuss the origin of rovibrational Emission and also the
morphology of the region. In particular | compare the moiplgyg to OMC1.

Finally I will give concluding remarks in Chapter 8 where $alprovide an out-
look for the continuation of this work.






Theoretical shock models

My thesis work is centered on the use of a detailed and sagdtisti shock model,
MHD_VODE. The first paper describing this model was published in 188&ner et al.
1985). The last two papers describing the most recent dewedats in the shock
model were published in 2003 in Flower et al. (2003) and FtafwBineau des Foréts
(2003) respectively. Since all developments in the modppkaed before starting
my thesis work | have not been involved in the developmesitfits

However, | have been a frequent user of the model. | have legézlia large
grid of shock models which | have analysed. This analysikides exctraction of a
large number of model parameters and a verification of thieliyalof each model.
This is the basis of Publication IV which is a pure theordtigark. | have used this
grid of models to analyse and interpret emission arisingifemocks observed in the
interstellar medium.

In this chapter | will first give a rather detailed descriptiof the shock model
itself particularly the input and output parameters. | wiléo review some of the
shortcomings of the model and its future evolution. Thenll déscribe the grid of
shock models and the results predictions. Finally | willadse how to construct a
3D bow shock model based on the 1D model. This model is the b&asgtublication
V and forms the basis of the Master Thesis by Thomas Ravk#gptember 2007,
University of Aarhus, Denmark).

2.1 Model description

The shock model is integrating the magnetohydrodynamieatayps (see Sect. 1.3.2)
in parallel with the H level population rates. Abundances of 136 species linked by
1040 chemical reactions are determined in parallel witheth@ve. This is done in a
self-consistent manner using th¥0DE integrator routine (Brown et al. 1989)

The model is modular thus making it easy to change a number@ingeters
directly in the input files of the model. Here we will go thrduthese parameters.
Then we will give an overview of the large number of output misd

1Available onhttp://www.netlib.org/ode/vode. f
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2.1.1 Input parameters

As specified above, the model is modular. This allows the tseasily change a
large number of parameters for each model, both to test peieaspace but also
to allow for easy changes when new calculations or expeliahgasults become
available. In the following we will go through a number of siee

Chemistry

The chemistry consists of two parts: species abundancest@mical reactions.
Here we will briefly discuss both.

Abundances The 136 species are composed of 9 elements (H, He, C, O, N, S, Si
Mg and Fe) but it is easy to include other elements such as @jtds also easy
to include a deuterated chemistry (Flower et al. 2006). VWethe initial chemical
abundances of Flower & Pineau des Foréts (2003), see TahleTRe abundances
are either solar abundances (Anders & Grevesse 1989) ordhmorption-line abun-
dances obtained with the Huble Space Telescope (Savage &a8ami996). For
the abundances in grain mantles and cores, we have usedtlis feom Gibb et al.
(2000) and Sofia & Meyer (2001). A representative PAH is ideldi in the mod-
els, G4H1g with an abundance of 18. This abundance is high, as we are trying
primarily to model shocks in OMC1. Here PAH-features areepbsd to be very
strong (e.g. van Dishoeck et al. 1998; Rosenthal et al. 2800)it is expected that
the PAH abundance is high. All elemental abundances may bdiethaccording to
preference.

Initial species abundances of the 136 species are detedrbigi®re any shock
model calculation, see Table B.1 in the Appendix for a listppécies and an example
of initial species abundances. This is done in a chemicabgtstate model where
we do not include adsorption on grains to avoid completeziemut onto grains.
The output abundances of the chemical steady-state moel¢han used as input
abundances in the shock models.

Chemical reactions The chemistry in both the shock models and the chemical
steady-state models may be modified easily in the input fitesthe moment 1040
chemical reactions are included. These are listed in AppelBd These reactions
include (with examples in parentheses):

e Gas phase chemistry (CRP: cosmic ray particle; SECPHOBnskecy pho-
ton):
— Neutral-neutral, ion-neutral, recombination reactions
— Endothermic reactions
— Collisional ionizationdissociation

— Secondary photons from cosmic ray particlesCH SECPHOT— OH
+ H)
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Table 2.1: Initial species abundances as given by Fldw@meau des Foréts (2003).
Numbers in parentheses are powers of 10. The fractionaldamae of PAH is 1.

Element Fractional Gas phase PAH Grain Grain
abundance mantles cores

H 1.00 1.00

He 1.00(-1) 1.00(-1)

C 3.55(-4) 8.27(-5) 5.40(-5) 5.53(-5) 1.63(-4)

N 7.94(-5) 6.39(-5) 1.55(-5)

O 4.42(-4) 1.24(-4) 1.78(-4) 1.40(-4)

Mg 3.70(-5) 3.70(-5)

Si 3.37(-5) 3.37(-5)

S 1.86(-5) 1.47(-5) 3.93(-6)

Fe 3.23(-5) 1.50(-8) 3.23(-5)

— Possibility to add photoreactions (if UV field included; lsetf-shielding
of H, and CO is not calculated)

e Grain chemistry {; the species is found in the grain mantlg; the species is
found in the grain core):
— H; formation (H+ H — Hy)
— Sputtering of grain mantles (CH- He — CH,4 + He + GRAIN)
— Erosion of grain cores (Si+ O — GRAIN + Si+ O)

— cosmic ray induced desorption from grains (CH CRP — CHy +
GRAIN)

— Adsorption and saturation of species on grainst(GRAIN — CH;)

The grain charge is explicitly calculated. As mentionedvaba chemistry in-
duced by cosmic rays is included. It is possible for the useset the cosmic ray
ionization rate, and here we set it ta 501" s per H atom.

Shock type
The user is free to choose one of the following types of model:

1. Chemical steady state model. This type of model is runrbedach shock
model in order to determine the composition of the preshask g

2. J-type shock. The “discontinuity” found in J-type shotkdreated with an
artificial viscosity method (this is discussed in Flower le@03y.

2A viscous length has to be entered into the models. This uistength is of the order of the mean
free path. It is possible to verify the viscous length by canm the results with predictions of the
Rankine-Hugoniot relations.
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3. C-type shock. For C-type shocks the gas is treated as 3 fodsisting
of neutral species, positively and negatively charged ispec We assume
that the initial transverse magnetic field is frozen into diearged fluid of
the preshock gas and that the transverse magnetic fieldgiréngiven by
Bo=b x /nu(cm3) uGauss. The user may changethe magnetic scaling
factor. For J-type shocKsis not necessarily 0.

4. Non-steady state C-type shock. This shock-type is aledca truncated
shock. At a predefined timég a “snapshot” is taken of a C-type shock. The
non-steady state C-type shock develops as a steady statelghontil the time
tp. At this point the shock is truncated causing the gas flow tobee subsonic
in the reference frame of the shock. This leads to a sonid jaoid the devel-
opment of a J-type front (see Sect. 1.3.2 and Chiéze et a8; 12%dfre et al.
2004).

The models have been designed to specifically simulate mlalecutflows and
not very high speed shocks. This means that the limit of 8-tsfpocks is~60-
70 kms®. At higher velocities the temperature is high enough to dipidnize
species, which is not taken into account in the models. Eurtbre J-type shocks
should not be simulated with densities much higher théhch® 3. The postshock
densities predicted by the models become so high that 3-gedyphase reactions
become feasible (including AHormation in the gas phase). This is not included in
the models.

Ho

The models treat Hin a very detailed manner. Collisional excitation with H &hd

He is included. Also Hformation on grains is included. It is possible to choose the
number of rovibrational levels that we take into account apecifically set output
parameters. In the following we will go through these pointmore detail.

Collisional excitation In the models collisional excitation of Hs treated with re-
spect to H, H and He. The rate cdigcients for H-H» and H-He collisions are given
in Le Bourlot et al. (1999). For K#H collisional rates it is possible to choose between
a quasi-classical approach (Martin & Mandy 1995) or the dquibntum mechanical
approach (Flower 1997; Flower & Rofiid 998). Unfortunately in this latter case the
rate codicients have only been calculated for the first 49 rovibratidevels of H.
New rate coéicients for the first 108 rovibrational levels of;Hhave recently been
calculated (Wrathmall et al. 2007), but these have not begnded in the model yet.
Itis possible to use the rate déeients from Flower (1997); Flower & Roitg1998)
for the first 49 levels and use the Martin & Mandy rate fti@gnts for the rest. In
the models it is possible to include up to 317 levels corredpw to the dissociation
limit for H,. Of course the computing time for a model is strongly depahda the
number of H levels taken into account.
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H, formation on grains In the models it is possible to choose betweenfidint
scenarios for K formation on grains. biformation is important mainly in dissocia-
tive J-type shocks where molecular reformation takes platiee postshock gas. As
grains are not included in the chemical steady-state maodelecular formation is
not an issue there. The formation scenarios are:

1. Energy equipartition: One third of the formation energy4{¢81 eV~ 51747
K) goes into internal energy of Hand is Boltzmann distributed. Another third
goes into kinetic energy and the last third goes into graatihg.

2. Formation at the dissociation limit: The ks formed with =14, 30,1 (cor-
responding to an energy of 4.4781 eV).

3. Hyis formed in the ¥6, J=0, 1 state (vibrationally hot, rotationally cold)

These diferent scenarios are not based directly on laboratory exjesrts but they
are currently works in progress (e.g. Hornekeer et al. 2008jgtian et al. 2006;
Amiaud et al. 2007).

In the models the probability that an H atom sticks to theax@fof a grain (the
sticking codficient) is given as (Hollenbach & McKee 1979; Flower et al. 200

1
S =
1+0.04/T + Tgrain+210°3T + 8106 T2

(2.1.1)

whereT is the kinetic gas temperature affigl,n iS the grain temperature. We have
set the gas temperature equal to 15 K throughout. The foomadite is given by (Le
Bourlot et al. 2002):

0.5
SKLT) (2.1.2)

fy 2
n(H)n(graln)zrrgrainS ( .
wheren(grain) and g,in are the local values of the grain number density and the root
mean square grain radius.

H, output As mentioned above it is possible to manually set the numbét,0
levels included in the models, up to 317. It is also possiblsdt the number of
H, transitions recorded in the output file. The time it takesatralate a model is
strongly dependant on the number of ldvels.

Furthermore we can specify whether line brightness shoeldeborded as local
or integrated brightness, and we can choose whether thiedepalations should be
recorded as local or integrated (column density) poputati®Vhen integrating either
the H, brightness or level population, the integration is perfechthrough the shock.

Grains

Grains are assumed to be composed of olivine, MgFgSie size distribution is
assumed to berg(a)/da o« a~35 wherea is the grain radius (the o-called MRN dis-
tribution Mathis et al. 1977). The radius is taken to be inrdrege of 10-300 nm. The
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total mass density (including mantles) of the grains isnakebe 0.0118ymy. The
grain temperature is not calculated in the models but resn@nstant at a user spec-
ified value. Here we use 15 K. The rate fit@ents for charge transfer with grains is
also taken into account into the model, allowing for the meharge distribution to
be calculated for each step of the model. In the latest veisidhe model (Flower
& Pineau des Foréts 2003), grain collisions are also takenancount, which may
lead to shattering of grains and even destruction.

It is possible to release the grain core elements (Mg, Fen&i@) into the gas
phase through sputtering. Sputtering yields are given iy Btaal. (2000). It is an
important process both in J- and C-type shocks. In J-typekshthe high kinetic
temperature ensures that sputtering is fiicient process, while in C-type shocks it
is due to the velocity dierence between neutral and charged species.

2.1.2 Output parameters
Profiles

The model runs on an adaptive grid routine. This means thetvalmodel is started,
it solves all equations and calculates species abundaphgsical parameters, etc.
It then takes a step forward (in time and space, see below 3&tP). The length
of this step is determined by how much the parameters havegeldacompared to
previous steps. When properties are changing rapidly, mexample close to the
maximum kinetic temperature, stepsizes are small comp@aréige cold postshock
gas, where prperties change very little from one step tohemotn the model input it
is possible to set the precision for thede integrator.

One of the strengths of this model is that everything is réedras profiles. This
means that for each step of the model most of the output paeasnare recorded.
It is possible to specify the number of steps between eagbutuf typical model
contains 2500-5000 steps for a precision of 10

This makes it easy to visualize most profiles, such as teriyperéof neutrals,
ions and electrons), density, velocity (neutral, ions dedteons), B line brightness
and level populations, species abundances, etc.

H»

For H, an excitation diagram (Boltzmann plot) is calculated disgenaking it very
easy to compare with observations and visualise the exxgitaAgain all H, level

populations and line brightness are calculated at eacto$tée model, allowing for
brightness profiles to be made.

Other lines

A number of level populations of fierent species are calculated. For some of these
levels the deexcitation is explicitly calculated and stioréhese include fine-structure
lines of F& and several meta-stable lines of C, N, O, etc. We list theslfoewhich
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the brightness is explicitly calculated in Table B.2 in Apgix B with the species
and the wavelength. Doubly ionized species are not takeraictount in the models.
Furthermore, OH and $D spectra are not calculated even though they are expected
to be observed in the near-future by e.g. Herschel (see b8eut. 2.1.4). Further-
more, at each step in the models the abundances of all 13sigsee Appendix B)

are of course calculated and recorded.

In particular we note the importance of [Fell] emission. Sfemission is mainly
generated in dissociative J-type shocks, as will be disclkger (see Sect. 2.2.2).
Therefore [Fell] emission may be used as a discriminatawben dissociative J-type
shocks and non-dissociative C- and J-type shocks.

[Fell] emission As shown in Table B.2 the line brightness for 21*Reansitions
are calculated. However the populations of 35 levels areutated. In Fig. 2.1 we
show the position of these levels in a Grotrian diagram @nkavel diagram) as well
as the 21 transitions.

It is thus straightforward to calculate line brightness dow transition originat-
ing from an upper level already calculated, assuming theBimstein cofficient is
known. For a recent list of Einstein A-cfiigients, see e.g. Quinet et al. (1996), and
see Bautista & Pradhan (1998) for a discussion of these salue

In particular we note that three transitions have been eobsgeby the Spitzer
Space Telescope (Neufeld et al. 2007) for which the linehibnigss has not been
calculated. These transitions are marked in Fig. 2.1 inkblac

Energy budget

The conservation equations are calculated at each stepsuuiite terms (these in-
clude energy, momentum, mass and number densities). Towgsdlor direct visual-
isation of for example the mass flux through the shock.

The cooling function of a large number of species, both mdbec atomic and
ionic, is also recorded:

e Molecular: H, 13CO, CO, OH, NH and H,O
e Atomic and ionic: Si, C, O and C Sit, S, N*, Fe'

It is assumed that all of the above are optically thin. In thedsl it is possible
to distinguish between the cooling caused by rotationaxgtation and the cooling
caused by vibrational de-excitation. This cannot be donalfonolecules, but only
CO and BO. This is done by using an escape probability method as idescm
Kaufman & Neufeld (1996a,b). Implementing this option a#ofor a more accurate
calculation of the cooling functions in general, which ipedally important at lower
temperatures. However, it comes at the cost of computing.tifinis option has not
been used here.
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Figure 2.1: Grotrian diagram showing the levels of Fer which populations are
calculated in the models. On the abscissa the electronitigcwation is shown. We
display levels according to term$>tL ;) where the range af is shown for each
level. Line brightness for eight transitions between the and &D terms (blue), ten
transitions between thé@ and 4F terms and three fine-structure transitions (red)
are calculated. Furthermore three transitions observe&gizer (Neufeld et al.
2007) are shown (black).

2.1.3 Shortcomings of the model

The shock model described here is not complete and do ndig ahdment, include
all known physical and chemical processes which are thotmhe occuring in in-
terstellar shocks. Below | list some examples.

e Geometry: in the 1D model, when the postshock gas has beepressed it
remains compressed at a higher pressure than the presheckngzature the
postshock gas would filuse into the surrounding medium seeking to equili-
brate the pressure. This is especially important in J-typeelks where com-
pression factors of more than 4@re predicted from the models. This could
in some cases lead to number densities greater thithch® 3. It is unlikely
that such high densities exist in the ISM, except in regidnsecto massive
stars. In C-type shocks the problem is also important. Hexebdmpression is
not as high as in J-type shocks, but the compression renm@iastiuch longer
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period of time. Therefore FHemission, for example, may be over-estimated
because the number density in the hot postshock gas is twesesd.

e Doubly ionized species: doubly ionized species are nouged in the models,
and they will probably not be included in the very near-fetufFor the work
and observations presented here, this is not a big problé&m pioblem arises
in J-type shocks with velocities greater thaf0-70 kms?, where tempera-
tures reach more than a few 100 000 K. Thus at the moment thelrisooest
adapted to reproduce molecular shocks.

e Grains: currently there is work in progress to treat therggan a more realis-
tic manner in the model. This is done by determining the 2Dngdgnamics,
including efects of grain inertia and charge fluctuations. In particthargy-
ration of charged grains around magnetic field lines is dated (V. Guillet et
al. in preparation).

2.1.4 Future
HD

One of the things that should be included in the model in trer hgure is a more
detailed treatment of HD. This should be included becautsional transitions of
HD has already been observed by the Spitzer Space Teleddepée(d et al. 2007).
We are hoping it will not prove too fficult to include as collisional rate cfieients

already exist (Flower et al. 2000). In principle the apptoawuld be to copy the
treatment of H but apply it to HD. This will eventually also include line ghitness
calculations.

The Herschel telescope

For the interpretation of observations made with the newsklezl Telescope (the
launch date is set for July, 2008) it would be necessary tludleca more detailed
treatment of OH, HO, CO, SiO, etc. into the model and calculate spectra. Thie bes
way to do this would be to add a Large Velocity Gradient (LV&del and calculate
the spectra separately, i.e. calculating the shock modeb#terwards calculate an
H,0O spectrum. However this is not a completely self-consistgproach. Further-
more it is not at all done at the moment, although they areided in the chemistry

as well as their cooling rates.

2.2 Grid of models

During the summer of 2005 | ran a large grid 25 000 shock models. This grid
is designed to reproduce observations of OMC1. Therefaredénsity is relatively
high (=10* cm3) and the resolution in the magnetic scaling factor is higltufent
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work in progress is to expand the grid to lower densities actiide the results in the
grid and analysis. This has not been done at present.

In this section | will first describe the grid in terms of inqaarameters and output
parameters that | have already recorded. Following thidligiwe a brief overview
of what can be learned from the results. This is not meant @ d@mplete analysis
of the results, as this would be too overwhelming a task. I pvimarily focus on
predictions of H rotational and rovibrational emission. These can be oleseby
the Spitzer Space Telescope and ground-based faciliéggectively.

Running a large grid like this has now been completely autethas well as the
extraction process and verification of output results. Tihasuser wishes to run a
new grid of models andr extract other results than | provide, it is a simple matfer
modifying my programs.

2.2.1 Grid description
Input parameters

The grid of 25000 shock models was obtained by varying theclshelocity,
preshock density, magnetic scaling factor and initial dfthg/para ratio. The pa-
rameter space is as follows

e Shock velocityps: 10-50 km st (step-size: 1 kmd)
e Preshock densityyy: 104, 5x10%, 1P, 5x10°, 1P, 5x10° and 10 cm3
e Magnetic scaling factob:

— J-type shocks: 0.0 and 0.1
— C-type shocks: 0.5-10.0 (step-size: 0.5)

e Initial H, orthgpara ratio: 0.01, 1.0, 2.0 and 3.0

For all models in the grid we have set the cosmic ray ionizatiate to
5x1017 s71 per H atom. We have used the initial elemental abundances giv
Table 2.1 (Flower & Pineau des Foréts 2003), see also Tablel2 the models we
have included 100 Hrovibrational levels (up to an upper level energy~&0 000 K,
corresponding to ¥6). The line emissivities of 150 rovibrational lines arearted
as integrated emissivities (integrated through the shaoks of ergs!cm=2sr?)
and the 100 K level populations are recorded as local level populatiamstg of
cm3). The latter is used in calculating the lrthgpara ratio.

The PAH-abundance have been set to®1@ee Table 2.1). As opposed to cold
dark clouds where it is assumed that PAHs are frozen out oratim gurfaces, in
warmer, more turbulent media like OMC1 the PAHs will haveaibed and are
present in the gas phase. This is important for the critietdaity, i.e. the maximum
velocity for a C-type shock (Flower & Pineau des Foréts 2G8¥fective electron
attachment to PAHs will increase the density of the charged énd thereby chang-
ing the ion magnetosonic velocity (Sect. 1.3.2 and e.gdrehl. 1999, 2004). When
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the PAH abundance is increased frontT8@ 107 the critical velocity is increased
from ~25 km s to ~50 km s* for preshock densities in the range of2Q0° cm3
(Flower & Pineau des Foréts 2003).

For H, reformation on grains in dissociative shocks, we have ahtseequipar-
tition scenario (scenario 1, previous section). That is tnel of the formation
energy goes to heating of the grain, one third goes to kiretergy and one third
goes to internal energy.

In the grid thevode precision is set to 10 and the output has been recorded at
every 5 steps, meaning there are 500-1000 lines of outpwgeoin parameter. This
has been done in order to save disk space. As a gzipped aadiaining all the
model outputs, the grid takes up a totak@®0 Gb. The option of Kaufman & Neufeld
cooling (see above; Kaufman & Neufeld 1996a,b) has not beztaded in the grid of
models, as it substantially increases computing time. Todats have been running
on a 2 GHz server and the average computing time for a modeb&&@smin. Thus
for 25 000 models this resulted in a total computing time-4f8 months.

The grid may be used to reproduce observations. Once a spaacifiel has been
found to reproduce a set of observations, it is possiblefine¢he choice of model
by running a limited number of models close to the best-fit e@dada miniature grid.

Output already recorded

For the large grid of models all output files have been save@dch model. Thus,
should the need arise, it is possible to extract any of thrermnétion mentioned in the
previous section.

We have already selected and extracted some propertiese Tindude H data,
Fe" and ST data as well as a number of macroscopic parameters. Thedistace
below:

e H> line brightness for 61 lines. These lines are listed in T&&in Appendix
B. These correspond to theHines observable in the near-infrarddH and
K-bands and the Spitzer IRS band.

e Fe' and St: Allline brightness from the recorded lines (see Table BT2)ese
are observable either in the NIR or by Spitzer.

e Macroscopic parameters: Maximum kinetic temperatureighogk density,
size (in terms of width and age) and maximum di#thgpara ratio

Details on the extracted predictions will be discussed énftiiowing section.

2.2.2 Model predictions

Here some of the model predictions will be reviewed. Thisnéyaneant as an
overview of what can be done with the models, and should nabbeidered com-
plete. As mentioned previously we have for each model ressbedmost 100 param-
eters. Here we do not take into account the huge number ofibusults not yet
recorded.
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Figure 2.2: The temper-
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Profiles

One of the most important output parameters and model predcis the tempera-
ture profile of the shock. In Fig. 2.2 such a profile is dispthjer a C-type shock
with a preshock density of £acm3, shock velocity 20 kmg, initial orthg/para
ratio 0.01 and equal to 1.

In this figure local brightness profiles for the, #=1-0 S(0), +1-0 S(1) and
v=2-1 S(1) lines are also shown. Naturally it is not useful tocord and compare
every profile in detail. However the width (see below) and immasm temperature
have been recorded for each model, providing some infoonain the temperature
structure (see below). The FWHM of the local emission prafilehe three lines
shown in Fig. 2.2 and the total integrated brightness (agaa discussion below)
have been recorded also.

Kinetic temperature

The maximum kinetic temperature in J-type shocks may beutzbd using the
Rankine-Hugoniot equations (see Sect. 1.3.2). Assumiagttie shock velocity
is much greater than the speed of sound (i.e. the Mach-nuisbet) and that the
shock is a J-type shock the postshock temperature is givéatpyFlower et al. 2003)

_2yy-1
Ry Yy (2.2.1)

where.# is the Mach-numberz? = (uv2)/(yks), u is the mean molecular weight.
In a monatomic gag=5/3, andy=7/5 in a diatomic gas. The main preshock gas
component is B However, as discussed in Flower et al. (20038%hould be taken
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Figure 2.3: The kinetic temperature in J-type shocks as etifum of shock velocity.
The gray line shows the prediction from Eq. 2.2.1.

as 93 since the H level populations of K do not react instantaneously to the tem-
perature jump. The maximum kinetic temperature in J-typeck$ is shown in Fig.
2.3.

We observe that for high velocities there is a small deparftam the maximum
temperature predicted by Eq. 2.2.1. Because of the highwydeature the Blis more
rapidly thermalized and the gas is closer to a diatomic gaear easily be shown
from the above equation that a diatomic gas25% cooler than a monatomic gas.

For a C-type shock it is not possible to reduce the Rankingediot equations to
a simple analytical expression as Eq. 2.2.1. Therefore weotitiave any indepen-
dent means of verifying our results for the maximum kineéimperature in C-type
shocks. Results for the maximum temperature are display&ai 2.4 as a function
of b and shock velocitys for four different preshock densities.

For a given preshock density abdhe maximum kinetic temperature in a C-type
shock will increase as a function of increasing velocity. @tertain point in the
C-type shock the temperature will be so high thati$idissociated. The increase in
temperature caused by the loss of the principal coolant lmadhtrease in pressure,
will increase the sound speed and the gas flow (in the referisame of the shock)
becomes subsonic. Therefore the shock becomes a J-type gkimave this critical
velocity, verit, it is not possible for steady-state C-type shocks to egist @lso Sect.
1.3.2).
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Figure 2.4: The kinetic temperature in C-type shocks as etim of shock velocity
and magnetic scaling factds, Different sheets corresponds tdteient preshock
densities. Blue: 10cnt2, green: 10 cnt3, red: 16 cn12 and yellow: 10 cnt3.
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Figure 2.5: The K orthgpara ratio as function of the maximum kinetic temperature
reached in C-type shocks. Each dot corresponds to a shocklmBe&d is for an
initial orthg/para ratio of 3, green for 2, yellow for 1 and red for 0.01. Théagpara
ratio only changes between 800 and 3200 K.
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Figure 2.6: The H orthgpara ratio as function of the maximum kinetic temperature
reached in J-type shocks. Results are displayed for prestensities of 16 cnr3
(red) and 10 cnm2 (blue) and for initial orthgpara ratios of 0.01, 1.0 and 2.0.

Ortho/para ratio as function of temperature

The H, orthg/para ratio is not easily changed. At low temperatures anduiibrium
most of the H is found in the ground statel=0, giving an orth¢para ratio of~0.
An efficient conversion from para<4Ho ortho-H is done through reactive collisions
with H:

HP® + H — HY™ 4+ H (2.2.2)

This reaction shows an activation energy~#900 K (Schofield 1967). By plotting
the maximum orthfpara ratio predicted in a shock model as a function of maximum
kinetic temperature we can show over which temperatureviakteffective para- to
ortho-conversion takes place. This is shown in Fig. 2.5 flo€Ceype shock models
calculated. We show that over our range of input paramete¥spaira- to ortho-
conversion takes place betweeB00 K and 3200 K. That is, the conversiofiee-
tively begins at 800 K and is complete at 3200 K where the ¢gptra ratio will be

3.

This prediction was initially based on C-type shock modely.dn J-type shocks
the maximum kinetic temperature is greater th&8200 K fr velocities greater than
~10 km st. But as we show in Fig. 2.6 para- to ortho-conversion is natglete for
temperatures less tharBO00 K, corresponding to a velocity 6f13 kms?®. How-
ever, in a J-type shock the width is much smaller (see belewt. 2.2.2) and there
is not enough time for the ortho- to para-conversion to bemeta. Only results for
preshock densities lower than®6m2 are shown in this figure as the conversion is
complete for higher densities. Results are identical fodet®withb=0.0 andb=0.1.
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Figure 2.7: The Wv=1-0 S(1) brightness in C-type shocks as a function of shoek ve
locity andb for four different preshock densities,1ént2 (blue), 18 cnt3 (green),
16 cnt2 (red) and 10 cnT? (yellow).

H, emission

One of the primary diagnostic tools for analysing shockshminterstellar medium
is the emission from collisionally excited species. Thenany coolant of the hot gas
(between~800 and~8000 K) is K as it is the most abundant species. However, H
only cools the hot gas whereas other species (primani® HCO and OH) cool the
warm and cold gas (below800 K).

Therefore predictions of emission brightness are of great importance in
analysing observations. When discussing the brightneskeirfollowing we will
always be discussing the brightness integrated over trgtHeof the shock unless
otherwise specified. This is the brightness we would obsémwe were observing
the shock in a face-on geometry. As the models are 1D thiibéit estimate of the
total brightness emitted. Later, in Sect. 5.2 another eggnof the brightness will
be discussed. In Fig. 2.7 we display the brightness of the+1-0 S(1) line as a
function of shock velocityys andb for four different values of the preshock density.

One of the methods used in analysing émission is the so-called diagnostic
diagram. In such a diagram model input parameters are gisglas a function of
observable constraints. An example is given in Fig. 2.8 (lduet al. 1998) where
shock velocity and initial orthypara ratio are displayed as a function of the &)
and S(3)S(1) line ratios. In this case, it is assumed tval.0 and that the preshock
density is %10° cm3. By plotting the observed line ratios it is possible to show
the range of shock velocities and initial ortpara ratios that will reproduce obser-
vations.

However, to make s similar diagram with four input parameisrnot possible.
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Figure 2.8: Diagnostic diagram
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So even though diagnostic diagrams are well-suited foriggimsights into physical
processes at play in shocks and théfeet on, for example, the +orightness, they
may be more appropriately used if there are only one or twatiparameters as in
the example above.

Initial ortho /para ratio In J-type shocks the initial ortijoara ratio has a small
effect on the ¥1-0 S(1) brightness. This is shown in Fig. 2.9. The lower thtail
orthgpara ratio, the lower the brightness is. This is a time-sefilect. For a low
initial orthg/para ratio most of the His of course in thel=0 para-state. Thefiec-
tive interconversion between para- and orthpdées not start until the temperature
reaches-800 K. Therefore the ortho-Hevels cannot begin to be populated until the
temperature reaches 800 K causing a delay. This delay isme#ge for the lower
brightness in transitions between ortho-levels at lowidahibrthgpara ratio. Vice
versa, the brightness from transitions between paradasdiigher for low initial or-
tho/para ratio. Fig. 2.9 also shows that even though the fp#ra ratio in the shock
reaches a value of 3 a£13 km s the brightness varies with ortfara ratio up to
~15 kms?.

The same fect is observed in C-type shocks (see Fig. 2.10). Herefteetas
very clear when the temperature is bele8200 K (black part of the curves in Fig.
2.10) even for high densities. From Fig. 2.7 and 2.10 it i® alear that for the
combination of high density, high velocity the brightnegs@ases. The reason for
this is twofold: first of all the temperature is very high aratggher rovibrational
levels are becoming populated. This decreases the numbés wfolecules in the
v=1, J=3 state [the upper state of the-1-0 S(1) transition] and so decreases the
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brightness. FurthermorezHs beginning to dissociate which also decreases #1 v
J=3 level population.

H» reformation in dissociative shocks In dissociative J-type shocks,Hill re-
form in the postshock zone. As described above in Sect. thirg are three ier-
ent possibilities for reforming B (i) equipartition(ii) formation at the dissociation
limit (iii) formation in a rotationally cold, vibrationally hot stat€he results of the
different formation scenarios are displayed in Fig. 2.11. Fentil-0 S(1) transi-
tion the diferences in formation scenarios are hardly visible indepetdf preshock
density. For higher vibrational states théfediences are more clear, as illustrated by
the v=2-1 S(1) transition in Fig. 2.11.

It should also be noted that the ratio in line brightness betwthe two lines
is between~2 and 5. These values of the-1-0 S(1) to w2-1 S(1) line ratio are
typically taken as a sign of UV-pumping, i.e. they are sugo® be observed in
PDRs. From these results it is clear, that it is not possibldistinguish between a
PDR and a shock based only on this ratio.

Shock width and age

When discussing the width and age of a shock it is importaneatize that there is
no one definition used by the community. This implies thereistandard definition
of the shock width. The timescale in the moddlsis defined as the neutral flow

timescale where
dz

t=| —. (2.2.3)
v
We note here that the velocity decreases through the shodkelfollowing we will
use the terms width and age interchangeably. For the modekdered here there
is a one-to-one correspondance although this correspoadamot linear.
We will be using three dierent definitions of shock width and age foffdrent
purposes. These are illustrated in Fig. 2.12 and are awfsilo

1. Steady-state width and age: the width and age of a shockurezhbetween
50 K in the preshock gas and 50 K in the postshock gas.

2. Width and age at 1000 K:Hs vibrationally excited at temperatures greater
than 1000 K.

3. Width and age of blemitting zone: this may be used for direct comparison
with observations of spatially resolved shocks.

Below we will discuss each of these definitions in the case-dfge shocks. The
main reason for focusing on C-type shocks is that here ittengfossible to directly
resolve the shock width in high spatial resolution obséovat In J-type shocks the
width is typically less than 1 AU and always below 10 AU. Thasit the limit of what

can be observed today in near-infrared with the large grdhaskd facilities such as
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Figure 2.9: The K v=1-0 S(1) brightness in J-type shocks foffdient preshock
densities, 10cnt3 (red), 16 cnt3 (blue), 16 cnT3 (green) and 10cnT? (yellow)

and diterent initial orthgpara ratios. For each value of the preshock density, the
lower the line the lower the value of the initial orfjpara ratio.
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Figure 2.10: As in Fig. 2.9 but for C-type shocks. The blacétise of each line
indicate where the kinetic temperature is less than 3200ctlagre is ongoing para-
to ortho-interconversiorb is equal to 1.
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Figure 2.11: Hects of B reformation in the postshock zone of dissociative J-type
shocks. The brightness of the¥-0 S(1) transition (dashed line) and the2s1 S(1)
transition (full line) are shown. Formation scenario 1 isplayed in red, scenario

2 in blue and scenario 3 in green (see text for explanatiorowhdtion scenarios).
Preshock densities are3lA 0" and 16 cnt3, where lower preshock density results
in lower brightness.

the ESO-VLT, assuming that the nearest objects are locatetl=® pc, the distance
of the closest low-mass star formating regions.

Definition 2 and 3 above relate directly to high spatial raoh observations
of shocks in the ISM. When discussing the observed width diagls it is always
implicitly assumed that the shock is moving close to the @lahthe sky. The use
of shock width as a direct observational constraint is nedsfzas been used for the
first time in this work (Kristensen et al. 2007a,b). With nelghhspatial resolution
observations it will probably become more wide-spread éribar future.

It is well-known that the width of a C-type shock dependsrsjtg on the ion-
neutral coupling (Draine 1980) and thus the degree of iditizgsee below). For the
C-type shock models presented here the initial degree afatian is typically of the
order of 107-1078.

Steady-state width and age The steady-state age is also known as the dynamical
age. Observationally the dynamical age may be determinéueadistance between
shock launcher (i.e. protostellar object) and the shoakfidivided by the shock
velocity. It is an upper limit since the shock may have deegdsl passing through
the ambient medium. If the dynamical age is shorter than tbeethed steady-state
age, the observed shock has not had enough time to reacly-steéel and the shock
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Figure 2.12: The three flierent definitions of shock age displayed for a C-type shock
with preshock density>61(° cnt3, shock velocity 49 kms, initial orthg/para ratio

3.0 and b is 6.0. The kinetic temperature and/H1-0 S(1) local emissivity profiles
are shown. The ordinate displays the steady-state timegagé at 50 K; 120 years)
and the red vertical lines display the age at 1000 K (37 yedfBp black vertical
lines display the blv=1-0 S(1) local emission FWHM (14 years) (Kristensen et al.
2007b).

must be modelled as a truncated shock (Chiéze et al. 1998&ffieest al. 2004).
In one of the first papers on C-type shocks (Draine 1980) thiedy length-scale
for the magnetic precursor is calculated as

N (kn + i) B(Z)

~ 7pi pn{ov) vs
wherey; , are the mean molecular weights, indices i,n referring ts iand neutrals,
Bo the initial transverse magnetic field strength, the density andov) the ion

neutral scattering rate cfircient. In the model we calculate this as (Osterbrock 1961,
Flower et al. 1985)

(2.2.4)

(un + i) |2

HnHi
wheree is the electron charge andthe polarizability of the neutral partner. The
neutral partner is primarily H or pland we calculate as the weighted average
_ N(H)an + n(Haz)a(Ho)
n(H) + n(H2)
wherea(H) = 6.671072° cm™ and a(H,)=7.70x1072% cm3 (Osterbrock 1961).
As a numerical example we examine a shock with a shock vglogi20 km s,

(ov) = 2.41ne (2.2.5)

(2.2.6)
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preshock density facm3 andb=1.0. The initial values qf; andy; are 3.941023 g
and 7.6%10723 g, respectively. The neutral and ionic densities are21871° g/cm?
and 1.5%1072° g/cm?®, respectively. The abundance of H in the preshock gas i$neg|
gible. Thus we find_~1440 AU. For the particular model, we fihg50 K)=350 AU,

a factor of four lower. In order to estimate the validity offe®.2.4 we may reduce
the expression and consider how it depends on initial cromdit

As usual we introduc®g = b x /ny (cm—3) uGauss and we find that

(un + ,Ui)BS
T pi Pn {OV) Us
2
BO
PiPnUs
b2
Xi NH Us

—
j

(2.2.7)

where x; is the degree of ionization. Thus we expect the shock widthet@wom-
parable to this result which is indeed what we find. To disptayicely, we plot

L x; ny vs/b? as a function ofs, see Fig. 2.13. This should give the proportionality
constant of Eqn. 2.2.7. We do not find that it is exactly trud,tb a first approxi-
mation it looks reasonable. The reason there is no exactrmady be that Draine is
making a number of simplifications whereas in these modélsf &he chemistry is
included. This will almost certainlyfgect the results.

Width and age at 1000 K At a temperature 0£1000 K exchange reactions be-
tween H and H are feasible and arffective para- to ortho-state conversion begins.
Furthermore, H is eficiently vibrationally excited above1000 K. Therefore this

is a good estimate of the Hovibrationally emitting hot zone and may be used to
compare directly with observations of excited {dee Fig. 2.12).

Even though H is primarily vibrationally excited above 1000 K it is stilbp-
sible to have a high brightness from rovibrational transisi in shocks where the
maximum Kkinetic temperature only reaches a few hundred Ks iEhtypically at-
tained in shocks with very high and low shock velocity. However these shocks are
very broad and so the temperature of a few hundred K is sestaiver a long period
of time allowing for the integrated brightness to build upvely.

As for the steady-state width this is largely dependent enstimock densityb
andvs. In Fig. 2.14 the width is displayed as is. The dependancereshpck
density, degree of ionizatiofy and shock velocity is not as good as for the steady-
state width. The reason for this is as follows. By definitibmsionly possible to
measure the width at 1000 K if the maximum kinetic tempegatsrabove 1000 K.
Hence the temperature is another parameter in determinengidth. This is also the
reason why widths are seen to decrease for the combinatitmwaghock velocities
and preshock densities (Fig. 2.14).



2.2 Grid of models

55

100F T T

L Ny X v/ B?

Figure 2.13: { npre X; vs/ b?) as a function ofs (see Eqn. 2.2.7). Results are displayed
for four different preshock densities, “1@n13 (red), 18 cnr3 (blue), 16 cnr3
(green) and 10cnT? (yellow) and three dferent values ab, b=1.0 (full line), b=5.0

(dotted line) andb=10.0 (dashed line).
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Figure 2.14: Width of C-type shocks at 1000 K as a function hafc& velocity.

Colours and line styles are as above in Fig. 2.13.
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Figure 2.15: Width of C-type shocks as FWHM of local t#=1-0 S(1) emission as
a function of shock velocity. Colours and line styles arelasva in Fig. 2.13.

Width and age of H, emitting zone If the shock is moving in the plane of the sky,
it may be more appropriate to estimate the size of the shockdasuring the FWHM
of the emitting zone. This is done by measuring the FWHM ofltiwal emissivity
profile of any given line (see Fig. 2.12). This has only beenedfmr shocks with a
total H, v=1-0 S(1) brightness greater than 3w m=2sr! (see below, Sect. 2.2.3
and Wilgenbus et al. 2000).

This width depends not only on density, magnetic field andkshelocity but
also the initial orth¢gpara ratio as discussed above. Adding an extra parameter of
course adds to the complexity and it is no longer possiblentbdi clear correspon-
dance between the independent parameters and the widtlpuFmyses which will
become clear later (see Sect. 5.2) | have extracted tHeWHM of local emissivity
profiles of the three rovibrational lines=t-0 S(0), +1-0 S(1) and ¥2-1 S(1). In
Fig. 2.15 the width is shown as is. As predicted it is of the samer of magnitude
as the width at 1000 K.

[Fell] emission

To generate [Fell] emission two processes are important:
e Releasing Fefrom grain cores through sputtering and erosion
e Allowing Fe* to contribute significantly to the cooling process

In J-type shocks it is relatively easy to releasé ko the gas phase due to the
high gas temperature. In dissociative J-type shocksbezomes one of the main
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coolants when typical molecular coolants such BH and BO are dissociated.
Hence bright [Fell] emission is primarily associated withsiciative J-type shocks
as can be seen from Fig. 2.16, where the brightness of thrgéuweinous transitions
is shown. These are the transitiortDa,—aDo, at 1.257um, &D7/,—a'Fo)» at
1.644um and &F7/,—a'Fg) at 17.936um.

In C-type shocks the temperature is significantly lower tirad-type shocks.
However because of the magnetic field there is a velocifgdince between neutral
and charged species. This velocityfdrence is high enough that sputtering of grains
is feasible. Of course the stronger the magnetic field is)dtger the velocity dif-
ference is and the morefieient the sputtering process becomes. In general C-type
shocks are not dissociative and the main coolants are niateicunature with H
being the primary coolant. At shock velocities just below dhitical velocity a non-
negligible part of the K will dissociate along with other molecules. As the main
coolants are reduced in abundance other species, such at E¥ewill take over.
Therefore at velocities just below the critical velocityuelden rise in [Fell] emission
is seen in C-type shocks. The emission is stronger as theetiadield is increased.
We display this in Fig. 2.17.

2.2.3 Verifying model results

Sometimes a model will produce results that are not trugtwoor wrong. It is
important to weed out models that do not produce crediblglteand to have meth-
ods to recognize whether a model result should be considesédulty or not. The
sources for wrong results are summarized here and detagledvb

e C-to J-type shock (sonic point; only valid for C-type shocks
e No shock (pushed gas; only valid for C-type shocks)
e Unphysical results

e Random, but persistent errors

C- to J-type shock

As the temperature in a C-type shock increasesmil eventually be dissociated.
When H dissociates the main coolant of the shock is removed cawshagid in-
crease in temperature. A sonic point forms which ffeet turns the C-type shock
into a J-type. The velocity at which this happens is calleddtitical velocity,vit.

It is not possible to treat this in the models and it is not fidedo predictogi; ana-
Iytically. Therefore if the input velocity is greater thag;; the model will collapse.
In this case the model always collapses at the point of maxin@mperature. Hence
all models where the last point contains the maximum tentpexare excluded.
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Figure 2.16: [Fell] emission in J-type shocks as a functibshock velocity. Bright-
ness is shown for the transitions at 1.26% (full line), 1.644um (dotted line) and
17.936um (dashed line). Brightness is displayed for fouttetient preshock densi-
ties: 10 cn2 (red), 10 cnt® (blue), 16 cnt2 (green) and 10cnT?2 (yellow).
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Figure 2.17: [Fell] emission in C-type shocks as a functidrsioock velocity.
Linestyles are as above, Fig. 2.16. Brightness is displdged preshock density

of 1 cnt® andb is 1.0 (red) and 3.0 (blue).
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No shock

If bis very high or the velocity very low, the gas will never be sked. This is
because the Alfvén velocity of the neutrals will exceed theck velocity and the
gas will only experience a gentle push from the shock frohtusiwe find

B
Varp

b \/Npre[lcm=3] [uGauss]

V47t Npre

218b ™ kms? (2.2.8)
u

wherep is the density ang the mean molecular weight. Typicallyis of the order
of 2-2.5my and the shock speed must then be greater than (1.38<db3dh s
In a C-type shock the compression factor is given by (e.girer& McKee 1993)

U5>UA =

n
_post _ \/E///A (2.2.9)
Npre

where. 7 is the Alfvénic Mach number defined aguva. In the models we find that

Npost vs[km s71] B

=0.775

05 2.2.10
ore b ( )

as shown in Fig. 2.18. For a shock to occur the compression Ineugreater than 1
resulting in

n km st
post - _ 7752 KM ST 5.9
npre b
vs > 1.94bkm st (2.2.11)

This value corresponds te/2.4x for a mean molecular mass of 2%,.

Egn. 2.2.11 poses the stronger constraint of the two. Fumibee the models
themselves predict no compressiongfb is less than-2. This is shown in Fig. 2.18
where the compression factor is displayed as a functiag/bf Therefore this is the
constraint we will be using throughout.

Unphysical results

A number of model predictions may be tested to see whethgrgheduce results
that agree with simple physical predictions or argumentsloB | will explain the
tests used to verify model results. If the model predictiars not in concordance
with these simple predictions, some of them may result fraserdpancies in the
model itself and others may be due to the programs that extaalts.
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Figure 2.18: The compres-

1 sion factor in C-type shocks

4 as a function obs/b. Each

i cross corresponds to a model
result. The line corresponds

to Eqn. 2.2.10.
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Maximum kinetic temperature in J-type shocks We have seen that it is possible
to use the Rankine-Hugoniot equations to predict the maxirkimetic temperature
in J-type shocks (see Eqgn. 2.2.1). This may also be used ify tlee temperature
predicted by the models. If the temperature varies more @ from that calcu-
lated in Eqn. 2.2.1, the results are excluded. The value % B0chosen so as to
allow for small numerical discrepancies.

Low brightness To avoid confusion any brightness below 3®W m2sr? is set
equal to zero following the example of Wilgenbus et al. (2000the brightness is
so low it implies that the upper level of the transition is eignificantly populated.

Width  If the width at 50 K is smaller than the width at 1000 K obvigusbmething
is wrong. Models where this happened have been listed andiegd by hand (two
J-type shock models and three C-type shock models). In sfiscthe temperature
profile was irregular and the models have been eliminated.

Furthermore, if the integrated brightness of an, Hevel is less than
1013 Wm=2sr? the local line profile is not used to calculate thg FWHM. In C-
type shock models it is also a requirement that ta-1 S(1) local emission FWHM
is less than thew1-0 S(1) and ¥1-0 S(0) local emission FWHM.

Random discrepancies in results

Even with all of the above filtering there are still resultsittlare not trustworthy.
When displaying a certain prediction, such as a line brigésras in Fig. 2.16, these
discrepancies will show up as peaks and the the given psop&itnot be a contin-
uous function of the input parameters.

Because the resolution in the grid in termsvoénd b is relatively high, it is
possible to locate these discrepancies by looking at neiginy values. | designed
a routine that went through all input-points and compareghtiwith their nearest
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neighbours in ,b)-space. If the point was more than a factor of twfd foom the
mean of the nearest neighbours, the point was discardedeaedsal to zero. Other
results from the same model are considered valid, unlegsatteealso significantly
different from their nearest neighbours.

| tested that the model results are reproducable by rergraiarge number of the
“faulty” models. Model results were always consistent. &ttee models have been
identified it is possible to overcome these discrepanciefbgxample choosing a
velocity that is 0.1 kms' higher. This has not been done in the present work.

2.2.4 Strategy for reproducing observations

With the above discussed results and predictions it is plessd construct a strat-
egy for reproducing observationgtectively. Ideally the following constraints are
possible to observe directly:

e \elocity: Proper motion andr radial velocity

[Fell] emission

Shock width

Dynamical age

Absolute H brightness of at least one line
e Line ratios of several bllines (excitation diagram)

The input parameters that we wish to determine are: shoo, tgpock velocity,
preshock densityp, initial orthg/para ratio.

Velocity

One should be careful when using the observed velocity aastraint. As discussed
in the introduction (Sect. 1.3.2) the shock velocity may igmificantly lower than
the observed object velocity.

[Fell] emission

If [Fell] emission is observed, it can be used as a discritoinaetween C- and J-type
shocks. As discussed above, [Fell] emission is predictedapily in dissociative J-
type shocks. Lack of [Fell] emission does not imply that theck is of C-type,
however.
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Shock width and dynamical age

The shock width and age depends lmrmpreshock density, shock velocity and de-
gree of ionization as discussed above. The degree of idmizet determined in the
models and is not a free parameter. Since the width depentd$ and we consider
the preshock density over four orders of magnitude, thesep@vameters are more
important than the shock velocity. If the shock width is teed it implies that the
shock is of C-type as discussed above.

Absolute H, brightness and H, excitation diagram

The absolute Kl brightness and Klline ratios depends on all five input parameters
(shock type, preshock density, shock velodityinitial orthg/para ratio). Previously
we have used the observational constraints to determinedfothem, shock type,
preshock density, shock velocity aibl it is now possible to determine the initial
orthgpara ratio.

The above strategy is very idealized. In general it is neorgd® have at least five
constraints to determine the five input parameters. But gu#nfive constraints it
is not always possible to reproduce observations. Therehbaaeveral reasons for
this. First of all, the preshock density may be lower thandbasities in the grid,
the velocity higher, etc. Second of all, the shock may be asteady state C-type
shock. In this case we may observe a shock that emits [Fel§ston indicating it is
a dissociative J-type shock. But at the same time therhission, which is primarily
generated in the magnetic precursor, may indicate that welaserving a C-type
shock. Or we may resolve the shock width, which clearly iaths a C-type shock.
But, as is often observed, HH-objects are capped by atondidoaic emission (such
as [Fell] emission) and in the wake le@mission is observed in C-type shocks.

All in all, a good common physical sense is needed when irdgény obser-
vations. Even though the grid proposes one model as a bastéel, it may not
necessarily be the best-fit model when considering all the aeailable. Examples
of this is given in Chapter 6.

2.3 3D model construction

Here | will provide a description of the method for constingt3D models. These
models will be used in analyzing bow shocks observed in therdolecular Cloud.
This description will not contain all details, for that | ezfthe reader to the M.Sc.
thesis of T.L. Ravkild& who has done all of the technical work in close collaboratio
with Sylvie Cabrit (Observatory of Paris), Guillaume Pinekes Foréts (IAS, Orsay)
and myself. This work is currently in preparation for puklion.

3The thesis is available attp: //www.phys.au.dk/~ravkilde/msc/
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2.3.1 Recipe for model construction

To construct a 3D bow shock model the following is done:

e Define an algorithm which dictates how your velocity, dgnsihd magnetic
field strength shall change along the bow.

e Define a 2D bow shape and cut it into a number of discrete segmen

e Assign a 1D shock model with the given velocity, density arabnetic field
strength to each segment.

e Bend your model results along the predefined bow shape.

e If the bow model is axisymmetric, it can be rotated into 3Dd anaybe in-
clined.

In the following | will discuss these points. However | willtto keep the tech-
nical details at a minimum and instead refer the reader tovil&c. thesis by T.L.
Ravkilde.

Continuity of physical properties along the bow

In the frame of the shock, the gas is streaming by the shockelbaity of vs. How-
ever, only the component of the gas moving perpendiculdrastirface is interacting
with the surface. Thus the shock velocity at any given pBioh the bow surface is
given asvp = v, = vsSing. For a definition of the dierent angles, points, etc. see
Fig. 2.19.vp is used as the input shock velocity for the 1D shock modelsdg¥me
the apex of the shock to be at point A marked on Fig. 2.19.

The magnetic field must be transverse to the shock propagdiiection to act
on the ions in the shock by implication of the Lorentz forces q(E + U §). Hence
the component of the magnetic field of interest in our shockleh@s expressed by
Bp = B such thaBp = B cosy.

The inclination of the bow shock to the line-of-sightis also an important pa-
rameter when trying to decipher the nature of a bow shoclcesindetermines the
projection onto the plane-of-the-sky, and may obscure thve $hock nature com-
pletely if y = 0. We define a bow shock wiih < 90° to be blueshifted.

Assigning models to the bow shape

In this section we will describe how to align shocks onto aifegrectangular surface,
which we will then later bend to the correct shape. All 1D mied®e calculated
using an adaptive mesh routine, so the steps in a model ad tie same size. So
the first thing to do, is to regrid the model results so thanadels along the bow
have the same step-size. In doing so, we are only consideraugl points where the
kinetic temperature is greater than 1000 K. This is donemd ihe number of model
points considered. The temperature of 1000 K has been chesmuse it is above
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Figure 2.19: Schematic presentation of a bow shock fromeference frame of the
shock. The ambient gas is streaming past the shock at a tyelaci

this temperature thatHs vibrationally excited, as discussed above. The models ar
then aligned according to maximum kinetic temperature.

When models have been regridded and aligned we make andtegom between
different models so that output parameters will vary continiyodse model results
are stored in a 2D array.

Bending model results

With this recipe it is in principle possible to use any shape oan think of. For the
present work we will be examining axisymmetrical bow shookthe form

r S
z=1(r) Lbow(Rbow) , (2.3.1)
whereLpow andRyew are the length and radius of the bow from the apex to the trun-
cation point of the wings, respectively. We will limit ouiges to paraboloids here,
thatiss= 2.

With the 2D array that we have calculated it is in principlelyesimple to bend
it along any predefined shape, in our case a paraboloid. Enemgh bending the
data bar is fairly simple, a lot of technical details are resetb make sure that the
parameters in the bended result are continuous, that threr@ayaps, etc. Gaps may
arise as points who were previously neighbours are nowdupart. This we name
the fishbone fect because the 2D array containing our model results wilhdoet
like a set of fishbones.
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Rotation into 3D

We now have a two dimensional profile of half a bow shock. Itas/ra matter of
rotating the 2D profile along the axis of symmetry. The reatikthis point is a data
cube containing the full physics-chemistry coupled model bow shock. Diferent
levels of the shock may be investigated by simply lookindieés of the data cube. In
this work, we want to compare directly with observations, e require projections
of the data cube onto a plane perpendicular to the linegiftsi

There are several ways to achieve an arbitrary point of vieeugh the data
cube. Here we simply rotate the 2D slices lying in a plane sedrby two of thex,
y, andz axes along the third axis, like turning parts of a Rubik’s €ume after the
other. This method was chosen because of its ease of implatioen

While the shocks in OMC1 have local preshock densities 8£1¢° cm3 (Kris-
tensen et al. 2003, 2007a), they are still optically thin. terefore ignore any
opacity dfects when looking through the volume and instead treat ibasptetely
transparent.

Results of 3D model

We will not show any results of the 3D modelling in this Sewtid here are several
examples in the thesis by T.L. Ravkilde. However we will ratto the 3D model

in Sect. 5.2 where we will compare the model directly withetations of a bow
shock in OMC1. By way of examples we will show some of the startings of the

3D model and discuss the errors that are inherent in thisedeftbr constructing 3D

models.

2.4 Concluding remarks

We have here presented some results of a large grid of 1D shodkls. We are cur-
rently preparing the model results given in Sect. 2.2 forjgakion. This publication
will include both a general review of some of the more impott&sults, but we will
also make the recorded model outputs publically availabléhe “Centre de Donnée
astronomiques de Strasbourg” (CDS) site.

The results may be applied to the interpretation of obseEmsatof any type of
molecular shock almost regardless of origin. As such thdiseive as a valuable
tool for the astrophysical community (once they have bednlighied). However,
it is of course still important not to regard the model resyitesented here as the
absolute truth. As discussed in Sect. 2.1.3 the model Isssfiiering from several
shortcomings, one of the most important being the 1D gegmé&turthermore the
model is in a continuous state of evolution, so model requiesented here will
almost certainly be outdated at some point.

Therefore one of the other major contributions is the progrdhat run the grid,
extract the results and verify that they are not seriouslywdth Thanks to these
programs this process is now fully automated and the onlytdimon on running
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large grids of models is computing time. It is possible thatvave not detected all
criteria for deciding whether a model result is to be trustedot, and this will also
be a continuing work.

In the following Chapters | will provide examples on how taerpret observa-
tions of jets and outflows associated with young stellarabjd will also show, that
often it is not straight-forward to interpret the data, aritbio it is not possible to
reproduce observations by a single shock model or by a stetatly shock model.

There still exists a vast amount of results which have nohlmelysed at all.
These include the species abundances and a more detailgdisumd the cooling
functions. However, since all the results have been stdtesl possible to extract
them. For any given set of result, it typically take$ day to extract them.



Observations of the Orion Molecular Cloud

I have been working on two fierent sets of observations of the Orion Molecular
Cloud (OMC1). The first was taken in December 2000 using theaGa-France-
Hawaii Telescope (CFHT) the other is from December 2004 aasl @btained with
the European Southern Observatories (ESO) Very Large dabes (VLT), UT4.
These two datasets will in the following be referred to as@HT and VLT data
respectively.

In this chapter | will go through the data reduction of the tdeatasets. Even
though | have not been part of the observation team, | hav&egioon the data re-
duction and subsequent analysis.

Both observations have been performed using adaptivesofifo) systems and
a short introduction to observing with AO will be given. IretiFHT data, narrow-
band filters have been used to isolate emission fronrd¥ibrational transitions,
whereas in the VLT data a Fabry-Perot interferometer has losed. There are a
number of common traits in data reduction and issues thal teée considered.
These will be dealt with in this chapter.

3.1 Adaptive optics

Both sets of observations have been performed with the uadagdtive optics (AO)
systems and a short introduction will be provided here. AHTEhe PUEO adaptive
optics system was used (Rigaut et al. 1998), while at VLT NA@S used (Lenzen
et al. 2003; Rousset et al. 2003).

AO systems are of crucial importance for the observatiom®peaed here. With-
out AO the resolution would be limited by the seeing, whicleuen the best cases
rarely fall below 0'3. By comparison the éraction-limited resolution of a telescope
with a given diamete), at a wavelengthl is given ag)y ~ 1.22 A1/D. In the case of
the VLT whereD = 8.2 m the dffraction-limited resolution at 2.Am is 0’064.

An AO system works by imaging a star (the guide star) at a hanming-
frequency. For both PUEO and NAOS the sampling frequenceversl hundred
Hz. This means that an image is taken and processed and tmmatfon is passed
to actuators that change the shape of a deformable mirreraldwundred times per
second (see schematic in Fig. 3.1). For this reason the gtadenust be bright (for
brightness limits, see Sect. 3.2.1 and 3.2.2).

67
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Figure 3.1: Schematic view of an adaptive optics system.

Turbulence is not uniform across the sky. The isoplanatgieais the angle over
which the turbulence may be considered uniform and it dep@mdthe wavelength
asA%°. ForK-band observations at a wavelength-@ 2um the angle is of the order
of 20”. The distance between the guide star and the science tamgdtide smaller
than the isoplanatic angle. For these observations it wasilple to find stars bright
enough and close enough to make the AO system work.

The AO systems work in closed-loops. When the AQO is locked roolgect it
will monitor the behavior and calculate the parameters eddd correct for atmo-
spheric distortions. However in general the loops shouldstay closed for more
than one hour under average tip-tilt conditions as atmasphenditions can change
drastically over this time-period. After one hour of obsag/the AO should be re-
locked on a medium position on the guide star. This was ealheanportant for the
VLT data (see below Sect. 3.2.2).

Finally the atmospheric conditions at the time of the obsgons also play an
important role. The more stable the atmosphere is, the nfacéeatly the AO sys-
tem will work. One method to measure thi@@ency of the AO system is through the
Strehl ratio. The Strehl ratio is defined as the ratio of thekpatensity of the mea-
sured point spread function (PSF; the function describdegdistortion of the star) to
the theoretical maximum for a telescope with perfect opditd no atmosphere. For
good corrections the Strehl ratio is abov@0%.
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3.1.1 Strehl ratio

For a perfect spherical mirror the intensity distributionthe focal plane is given as

(e.g. Kitchin 1984):
2
| = Io(JlT('B)) , (3.1.1)

whereg = (D sing)/ 1, D is the diameter of the main mirrad,the radial co-ordinate
of the focal planeg the wavelength and; is the first degree Bessel-function of the
first order.

When comparing the integrated brightness of the star asureghsvith perfect
optics and no atmosphere, it is clear that it must equal tservlbd integrated bright-
ness of the star. This allows the determinationgah eq. 3.1.1:
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The maximum intensity of the perfect optics system is

, 1BV o
R o 22 =2 (3.13)
Thus the Strehl ratio may be calculated in the following way:
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3.2 Observation runs

First | will give a brief summary of how the observations weerformed. This is
only meant as a short introduction to the two datasets atideudetails will be given
later. The positional reference we use throughout, whecudsing observations of
OMC1 is the position of TCC0016: 035M1491, —052239/31 (J2000).
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3.2.1 CFHT December 2000

Observations were performed at the Canada-France-Hawtesdope on Mauna
Kea, Hawaii on the nights of the 6 to 8 December 2000. Obsenstre centered
on the BN-object situated 45northwest of the Trapezium stars. The total field of
view is shown in Fig. 3.2. Observations cover the regionsgieted as Peak 1 and
2 by Beckwith et al. (1978).

The PUEO adaptive optics system was used with the KIR detéti@4x1024
pixels). The lens set used gave a pixel scale’’@3% per pixel resulting in a field
of view of 36"x36"”. Narrow-band filters were used to isolate individual ddvibra-
tional line emissions. Altogether data were recorded fard#ferent filters corre-
sponding to seven fierent K lines, Bry and two continuum filters. Specifications
for the filters used are given in Table 3.1.

Data consist of seven overlapping individual frames of Wwhizly three have
been analysed (see below for further details). The obdervaig is shown in Table
3.2. The weather conditions at the time of the observatioagewather poor, the
seeing was typically1’5. No observations of calibration stars were performed.

Several guide stars were used for locking the PUEO AO systé@C0016
(my=14.0), Parenago 1839n(=14.6) and Parenago 1818¢=14.4). Under op-
timal conditions the limiting magnitude for guide stars~i$7. Exposure time was
300 s for each field and each filter.

Data reduction

Data reduction to obtain Himages is performed so as to take account of any temporal
variability of the sky background, spatial variations ir tbensitivity of the detector
(flat-fielding), diferences in the sky brightness affdient wavelengths andftkgring
efficiencies of the detection system for thefelient filters used (see below). Dark
counts are subtracted and bad pixels and noise due to coaysicemoved.

We only use the 6307, 6310 and 6323 filters here (continuunv1-0 S(1) and
H> v=1-0 S(0) respectively). In the other filters the signal taseo{3N) ratio were
either too low or there is significant atmospheric absorptbthe line. Only in one
or two very bright objects was it possible to detect a sigA&inospheric absorption
will be discussed below in Sect. 3.3.3.

Data rejection

Unfortunately it was necessary to reject a large amount @ tta several reasons.
The three main reasons for this are

e Some of the observed lines are simply too faint to be observed
e Some lines are stronglyffected by atmospheric absorption.
e Some data show artefacts which cannot be removed.

In the following | will go through each of these points.
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Figure 3.2: Finding chart of CFHT observations. Data shomtiooum-subtracted
H, emission in the ¥1-0 S(1) line at 2.12m. The colourbar is in units of
105 Wm? sr. The positions of the Trapezium stars are marked. Axes aaecin
seconds andftsets are given with respect to TCC0016 marked by a cressThe
position of radio sources | and n are also given as well as BBhfeh& Reid 1995).
Boxes indicate the location of our 7 fields of view, each meagu36’x36’. Blue
boxes marks fields which have been used in the data-analysie red fields have
not (see text for further details). Numbers in parenthesestee region numbers.
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Table 3.1: Specifications of the narrow-band filters usedhdguthe CFHT observa-
tions. Obtained from the CFHT website. Only data obtainetth wie filters marked
with a 'y’ were actually analysed.

Central

wavelength  Bandwidth
Number Filter frm) (nm) Used
6306 H v=1-0 S(1), 20.01 2.143 30.0 n
6307 By, z=0.01 2.183 30.0 y
6310 H v=1-0 S(1) 2.122 20.0 y
6311 Bry 2.166 20.0 n
6217 H v=1-0 S(3) 1.957 25.5 n
6320 H v=2-1 S(2) 2.154 26.7 n
6323 H v=1-0 S(0) 2.223 24.9 y
6321 H v=3-2 S(1) 2.386 31.0 n
6317 H v=1-0 S(2) 2.030 21.0 n
6312 H v=2-1 S(1) 2.248 20.0 n

Table 3.2: Observation log for the CFHT observations pentm on the 6 to 8 De-
cember 2000. Filter numbers are given in Table 3.1. The expdsme was 300 s
for each observation. Region numbers refer to Fig. 3.2. N2Llahd N3 refer to the
nights of the 6th, the 7th and the 8th December, respectively

Filter Reg.1 Reg.2 Reg.4 Reg.5 Reg.6 Reg.7 Reg.8
6306 N1 N1 N1 N1

6307 N1 N1 N1 N1 N1 N1 N1

6310 N1,N2 N1 N1 N1 N2 N2 N2

6311 N1 N1 N1 N1 N1 N1

6217 N2 N2 N2 N2 N2 N2

6320 N3 N3 N3 N3

6323 N2 N2 N2 N2 N2 N2 N2
6321 N3 N3 N3 N3

6317 N2 N2 N2 N2 N2 N2

6312 N3 N3 N3 N3




3.2 Observation runs 73

Faint lines The noise level for the CFHT data is of the order of 10V m—2sr!
for all filters. This is mainly due to the relatively short e@qure times of 300 s. Some
of the lines we observe fall below this noise level. We do regedt the following
lines: H, v=1-0 S(2), b v=3-2 S(1) and By. In principle this gives us an upper
limit for emission in these lines which we can use later onwieeer, since the noise
level is relatively high the constraint is very weak, and ve@drchosen not to use it.
Furthermore the blv=2-1 S(1) line is very weak and we only detect it in the brightes
regions.

In the three northern-most regions (regions 6, 7 and 8) we delect B v=1-0
S(1) emission. Due to this we choose not to include them iranalysis, and instead
focus on the inner part of OMCL1. Region 1 corresponds to PeHlB2ckwith et al.
(1978) and regions 4 and 5 correspond to Peak 1.

Atmospheric absorption As discussed below atmospheric absorption may
strongly dfect our results. Certain lines will be mor&ected than others, includ-
ing in particular lines at the edge of tikeband, close to 2Zm and to 2.5um. The
following two lines were excluded on this basiss #=1-0 S(2) and H v=1-0 S(3)
with wavelengths of 2.0@m and 1.96um respectively. Both lines are very risky to
use, and should in principle only be used if the velocity & &mitting gas is well-
known, that is, the velocity has been measured at the levaliio$patial resolution.

In principle this should have been possible with the rad&beity data reported in
Gustafsson et al. (2003); Gustafsson (2006); Nissen e2@0D7(), but they have no
local standard of rest.

Wiggles in ratio maps In some cases we discovered that artefacts were showing
up superposed on the emission. These artefacts appeareggessan primarily the
left side of the images. An example is shown in Fig. 3.3. Inc¢hee of strong
emission the problem is not important, as it seems the iitjenéthe wiggles are
constant. When examining faint emission however, the veggle relatively strong.
We did not find a method for removing the wiggles. Instead veealided data were
the wiggles were too prominent.

Unfortunately this involved most of region 5. For region 5 feend that it was
only possible to use the/=1-0 S(1) line emission and none of the others. There-
fore we have also excluded region 5 from our analysis.

Strehl ratio and spatial resolution

The Strehl ratio has been calculated for 6-10 stars in eakthd&ng Eqn. 3.1.4.
To measurdg%tg' we perform aperture photometry of the stars using an apedtr
varying radius. The radius at which thé\gatio is maximized is used as the aperture
radius. This is measured independently for each star. Eumtbre we subtract the
sky emission by estimating the sky contribution in an answdurrounding the star.
Therefore it is imperative that the stars used are as freessilge from background

emission and nebula emission and that they are non-salurate
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Figure 3.3: An example of the wiggles found in the CFHT datargHve show a
continuum-subtracted image obk=1-0 S(0) emission in region 5 (Fig. 3.2). The
wiggles are not so clear in the emission image, but when rgakiatio map between
this line and the ¥1-0 S(1) line the wiggles appear. The ratio is shown as white
contours. The colour bar is forad-0 S(0) brightness in units of 9 Wm 2 srt

and coordinates are relative to TCC0016.

The Strehl ratio is found to be typically 8-16% for all fieldsdafilters. The
further the star is from the guide star the lower the Stretibrig, as expected. The
low Strehl ratio reflects the poor seeing conditions at timetof the observations.

As a measure of the spatial resolution we adopt the FWHM opthet spread
function (PSF) of stars. We use the same stars as above. atial spsolution was
found to be~0’45 corresponding to 200 AU at the adopted distance to Orion.

Deconvolution

Because of the relatively low spatial resolution, we tried¢@hvolving the data with
the method of Subtractive Optimally Localized Averages (BOPijpers 1999).
SOLA has been shown to conserve information of the very ssiaficale and we
judge it to be superior for this work.
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However as with all deconvolution techniques thbl atio is lowered. We find
that it is possible to increase the resolution @4 for the \=1-0 S(1) line while
degrading the @\ ratio by ~ 40%. For the much weake=l-0 S(0O) line we could
not &ford to lower the PN ratio. Therefore it was not possible to increase the shatia
resolution. In the following we seek to compare data froffedient lines and we thus
do not perform any deconvolution an any of the data.

Continuum subtraction

The continuum background emission is subtracted from elieh fThe continuum is
weak, that is, typically less than 10% of either major lingbiness. We choose the
emission from the By, z=0.01 filter as continuum emission since emission in this
filter shows very little emission save that from stars.

Absolute calibration

No calibration star was observed and we are therefore fawede other means to
obtain an absolute brightness. This has been done in two ways

1. We tried to make an absolute calibration using the twossEBCC0031
(mk,=9.86) and TCC0044n(k-=10.50) (McCaughrean & Stéier 1994).
These stars are both located in field East. We performeduapgshotometry
in much the same way as described in the following Sect. 3h2 spectral
types are M2 and M3e for TCC0031 and TCC0044 respectiveljo8king at
the ISAAC standard spectra (Pickles 1998) we find that focispktype M2
there is a factor of 4 in dierence between spectral type M2Il and M2V. For
spectral type M3 only M3l has an absolute calibration. Bhe diference
between each subclass is probably of the same order of mdgrits for M2,
so since the subclass is unknown we cannot determine aruébsallibration
with any kind of accuracy.

2. We may compare the peak brightness of the brightestritting region lo-
cated 152 east and’2l south of TCC0016 Here Vannier et al. (2001) have
measured a brightness of 20.15<10° Wmsrt. This may be directly
compared to our observations.

By comparing our observations to previously calibratechdet are adding a layer of
uncertainty to the absolute brightness. However for coingahe observations with

shock- or PDR-models it is absolutely imperative that weehatMeast an estimate of
the absolute brightness. This just goes to show the impoetahalways observing a
calibration star.

105"35"1491, —0322'39/31 (J2000)
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3.2.2 VLT/NACO-FP December 2004

Data were obtained on December 3 to 5 2004 using the Europmahe3n Observa-
tories (ESO) Very Large Telescope (VLT). We used the UT4 (Wgpequipped with
the NAOS adaptive optics system and Conica infrared canN&&€Q). Furthermore
the telescope was equipped with a Fabry-Perot (FP) interfeter. The S27 setting
was used which gives a pixel scale of 27.15mas and a field of @7’ 8x27’8.

Data were recorded in 3 fields centered around BN. These 3 feelel labelled
East, West and North and are identified in Fig. 3.4. We obthdegta for 3 rovibra-
tional Hy lines: v=1-0 S(1) at 2.12:m, v=1-0 S(0) at 2.22xm and v+=2-1 S(1) at 2.25
um. Each line was observed one or more times in each field, exoep=1-0 S(1)
line in field East. There are no observations of tk&\0 S(1) line in this field due to
a lack of time. A log of the observations is given in table 3.3.

The same stars as for the CFHT observations were used asedestars for the
AO system, that is, TCC0016 for field East(=14), Parenago 1819 for field North
(my=14.4) and Parenago 1839 for field Eas{&14.6). The visible wavefront sensor
was used. The limiting magnitude of NAOS is 16.7.

The star HR1950 (HD37744) was observed for absolute céliorgpurposes.
The coordinates are B80M37%2959; -02°49'30/851 (J2000). Thus it has approxi-
mately the same airmass as OMC1. We will return to the absaclaiibration in sect.
3.2.2.

The Fabry-Perot (FP) interferometer was used both to isatatividual spec-
tral emission lines but also to scan over each spectral imagasure any Doppler
shift and thus determine the radial velocity. This is doneisiyng the FP as a tunable
narrow-band filter with a bandwidth af/ A1 ~1000 that is~2 nm. The central wave-
length is then changed in very small steps, typically less th nm while scanning
over the spectral line. Each field was scanned in 15 to 18 .steash h line was
scanned from the far blue to the far red wing. The frames nbthin the wings are
free from H, emission and have been used as continuum frames. The fraengls@
referred to as channel maps. It is desirable to have as mapy as possible in each
scan and have as long an exposure time as possible. Howev&Otlsystem should
not stay locked for more than one hour at a time as discussazeabmiting both
of these parameters. It is imperative that each field is cetajyl scanned without
re-locking the AO as this may causdfdrential éfects to appear.

For this work the FP has only been used as a narrow-band #&eit. turned out
there were problems with fringes appearing when trying timaex radial velocities
from these data, and so far the problems have not been catyptesolved. This
is in spite of having worked closesly together with Markusrtdag, ESO, the FP
instrument scientist at the VLT. For a full account of thelpems | refer the reader
to Gustafsson (2006). In this work we are interested by tlselake brightness and
there have been no problems extracting this from the datéaclrthe problem with
the fringes arises from the settings of the FP. The absohighthess is obtained from
an integration over several FP settings and so the fringesanpletely smeared out
in the brightness data.
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Figure 3.4: Finding chart for VLT-NAC@FP observations. Data show continuum-
subtracted bl emission in the ¥1-0 S(0) line at 2.28m. The colourbar is in units

of 10° Wni 2 srt. The positions of the Trapezium stars are marked. Axes are in
arcseconds andfiets are given with respect to TCC0016 marked by a crejs (
Our observed fields are outlined in blue boxes, each with@ &i27' x27’. The
position of radio sources | and n are also given as well as BBinteh& Reid 1995).
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Table 3.3: Observation log for the VLT-NAGEP observations performed on De-
cember 3-5 2004. We list the field (see Fig. 3.4 for locatiding, exposure time per
frame and the number of steps per scan. Furthermore thegavepatial resolution
and Strehl ratio are listed.

Exp. Strehl
Field Line Night time (s) Steps Resolution ratio (%)
North  v=1-0 S(1) 1 120 15 ’'@4+0’07 1409

v=1-0 S(0) 1 240 16 '018+0708  25:10
3 240 18 019+0708 29:11

v=2-1S(1) 1 240 16 '®1+0706  23:10
3 240 18 013+0705 43t13

West =1-0 S(1) 2 120 17 '016+0703  30t11
v=1-0S(0) 2.1 120 18 '2+0'02 4%#12

2.2 120 18  011+0'02 4915

2.3 120 18 011+0'01 52:14

3 120 18 010+£0701 59:16

v=2-1S(1) 21 120 18 '01+0'01 56t15

2.2 120 18  013+0'02 40t11

2.3 120 18 017+005 25t11

3 120 18 010+£0701  59:17

East 1-0 S(0) 3 120 18 '013+0703 4716
v=2-15(1) 3 120 11 '019+0704 25:14

Strehl ratio and spatial resolution

The atmospheric conditions were better for the VLT obsémwatthan for the CFHT
observations. Typically the seeing wat”. This is reflected in a much higher Strehl
ratio and better spatial resolution. Typically the spatedolution was 010-Q 20
with a Strehl ratio of 25—-60%. Average resolution and Strelib are reported in
Table 3.3 with the statistical uncertainty for each field.

Reducing FP data

As for the CFHT data, initial data reduction to obtain irhages is performed so as
to take account of any temporal variability of the sky backgrd, spatial variations
in the sensitivity of the detector (flat-fielding),fi#irences in the sky brightness at
different wavelengths andftiring dficiencies of the detection system for th&eli-
ent wavelength settings used. Dark counts are subtractdach pixels and noise
due to cosmic rays removed. This has been done for each dhraape

Afterwards the channel maps were collected into data cuiresfor each emis-
sion line and each field. The channel maps were carefullystegid with respect
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to each other, the accuracy being better than 1 pixel. Thsdeae using stars in
the field. The continuum was then subtracted from each chanae. We used the
channel maps in the far wings as continuum maps.

Before each science scan the Ar line at 2.0882was scanned to give the wave-
length correction for each pixel. Next a lorentzian is fiteatl integrated through
each pixel as a function of the corrected wavelength. Thegnated lorentzian is
the line emission observed. The width of the lorentzian fEaforresponds to the
observed line width. In our case this was limited by the gpécesolution of the FP
interferometer which is-3000 km s?.

In order to fully reduce a FP data set and obtain accuratalradiocities many
more steps are necessary. For a full account of FP data redwastd the involved
problems | refer the reader to Gustafsson (2006) as thistisoroething | have been
directly involved in.

Absolute calibration

For calibration purposes the star HR 1950 (HD 37744) wasrebde The star has
approximately the same airmass as OMCL1. Observations aftéinevere performed
on the first and second night and in the same manner as thesadservations.
The only diference was that the exposure time was set to the lowest fwsaibe,
1.793s. This is due to the relatively high magnitude of thércation star. All ob-
servations cover the same wavelength ranges as the the®edines. An absolute
calibration has been performed for each frame and the seardtlisted in table 3.4
at the end of this section. Here we will only go through theohltte calibration for
one frame in the ¥1-0 S(1) line at 2.12m.

The Kgs-band magnitude is 6.788.024 (2MASS Skrutskie et al. 2006) and the
spectral type is B1.5V. For absolute calibration we use tigeoved calibration spec-
tra given on the ESO-VLT ISAAC webpafie The calibration spectra are reported
in Pickles (1998). They do not supply a calibration spectfomthe spectral type
B1.5V. However the calibration spectra for types B1V and\B2how a diference
of less than 4% in th&-band. We therefore assume that the absolute flux of our
calibration star is identical to that of a star with spectyale B1V.

According to the ISAAC spectra the absolute brightnesskt&5um (the wave-
length of the first image in our scan of thei~0 S(1) line) is 0.007095 & The
F, unit is the brightness of Vega (spectral type AOV) at a wawglle of 5556.0 A.
This brightness is observed to bg.E. 4 (Vega)=(3.44:0.05)x10°° erg cnt? s tA-1
(Hayes 1985).

We use the distance modulus to calculate the flux emitted bgadibration star.
The relative flux is given by:

f1

%= 10704 (m-m) (3.2.1)

where index 1 and 2 indicate our calibration star and Vegaees/ely.

2Available athttp://www.eso.org/instruments/isaac/tools/1lib/index.html
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Figure 3.5: Aperture photometry of the calibration star 9BA. The total count rate
within radius r is shown as well as thgN6ratio. The latter has been multiplied by
100. The N ratio peaks at a radius ef23 pixels.

To estimate the total flux observed from the star we performpke aperture
photometry of the star. That is, we measure the total flux ia@erture centered on
the star for varying radiiy from which we subtract the sky contribution. The sky
contribution has been estimated from an annulus centeratieostar, but with an
inner and outer radius of 69 and 89 pixels respectively.r Ascreases so does the
total stellar flux until it is almost constant. This is aclédvat~13 FWHM of the
star. The FWHM is-4.4 pixels.

For eachr we also calculate the total signal to noise ratiiNSfor the star. This
is done using the "CCD equation” (e.g. Howell 2000). The mmaxn SN is reached
at a radius of 23 pixels~(5.3 FWHM) and has a value of 132. The flux inside this
radius is what we use as the total stellar flux and #tgg = 20274.8 count$1.793 s
= 11307.8 counfs. This is shown in Fig. 3.5.

The FP interferometer acts as a filter with a widtmgAA = 1000, that isAA =
2.12 nm. The pixel scale (ps) in steradians is:

1 pixel ~ 07027x 07027
= 1713x 10 %sr (3.2.2)
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Altogether we find that the calibration is

f21185:m(HR1950)AA
®obs PS

0.007095x 3.44x 10 erg cn2s 1A x 2.12 nm 10-04x6.785
113078 countgs x 1.713x 1014 sr

5.157x 10® Wm=?sr (countgs) ™ . (3.2.3)

cal 10704mx

The 9N ratio for the stellar flux is 132 leading to an uncertainty0of6%. The
RMS error on the calibration spectra<d% (Pickles 1998). To calculate the total
uncertainty on our calibration, we assume that it is equdl%® The error on the
value of F, is 1.5% (Hayes 1985). We ignore systematic errors in thel gizale
and the €ective filter width. As stated above, the uncertainty on ttegnitude of
HR1950 is 0.35% (Skrutskie et al. 2006).

Calculating the standard uncertainty on the calibrationd #=3.2%. This is the
systematic uncertainty combined with the uncertainty iolet from photon statis-
tics. The fact that we are using a calibration for type B1\Measl of B1.5V has not
been included as this isftlcult to estimate. If the star was of type B2IV instead
of B1V we find a diference 0f~4%. Including this will increase the uncertainty to
~5%.

It is possible to compare with the calibration performed layer et al. (2001).
They found that the brightest part of Peak 2 (field East) haabaolute brightness in
the v=1-0 S(1) line of (3.0&0.15x107° W m~2 srL. Unfortunately it is not possible
to perform a direct comparison, as we do not have data forfiakt in the w1-0 S(1)
line. Instead we chose to compare this calibration with @i@a CFHT (see Sect.
3.2.1) which have been directly compared to the calibraftiom Vannier et al.. This
of course adds another layer of uncertainty, and we will argyg this as a guideline
instead of an absolute verification.

We will do two comparisons. (1) We may compare our calibratd the v=1-

0 S(0) line in field East with field South-East of the CFHT dafa) We can also
compare the brightness of the -0 S(1) line in another field.

1. The +1-0 S(0) line is a factor of 2.04 weaker than thelv0 S(1) line at
the centre of the brightest object in field East. Thus the labsdrightness is
1.50<10°> Wm=2sr L. In this dataset we find that the absolute brightness is
~1.9x10° Wm2sr!. Thus the two are in good agreement with eachother,
considering the dierent conditions and the method of comparison.

2. Infield West there is a bright bow shock located at a pasid' 5 west and 6
south of TCCO0016 (see sect. 5.2). The peak brightness angdalthe CFHT
data in the v1-0 S(1) line is 0.810° W m~2srt. We now find that the peak
brightness is (2.060.11)x10°> Wm~2sr1. Here the dference is a factor of
2.5.
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Table 3.4: Absolute calibration results for each of thesinbserved. The wavelength
range of the ¥2-1 S(1) line was scanned on nights 1 and 2.

Line Night Scans Calibration
10 Wm2sr! (countgpixel)™?
v=1-0 S(1) 1 15 5.150.04
v=1-0 S(0) 1 16 3.980.03
v=2-1 S(1) 1 15 3.780.03
v=2-1 S(1) 2 8 4.020.05
v=2-1 S(1) 2 8 4.020.05

We conclude that the calibration shows the same order of matgnas the CFHT
data when they have been compared to the data from Vannien(2081). It clearly
displays why it is imperative always to observe a standaadisthe data are to be
absolute flux calibrated. Berences between observations may be significant. These
include ditering weather conditions, which result inidirent atmospheric transmis-
sions and dterent spatial resolutions, butffrent instruments may also play an im-
portant role. For example in the CFHT data narrow band filiezse used to isolate
spectral lines. These had a spectral resolution/aft ~100 whereas the bandwidth
of the FP is an order of magnitude lower. Thus the sky coniiobuo the CFHT data
will be significantly higher than here.

The results of the absolute calibration of the VLT data is auped in table 3.4.
Here we list the calibration for each wavelength range. Tdibation for the »1-0
S(0) and ¥2-1 S(1) are on average 25% lower than that feds S(1). This is
caused by the dtierence in absolute magnitude of the reference star at fferefit
wavelengths.

3.3 Comparing emission maps of dferent lines

There are a number of issues that need to be considered whgradag emission
maps of diferent lines. These considerations are common both for tHeTCGnd
VLT data and we will go through them here. They include:

¢ Image registration

Differential reddening

Atmospheric absorption

Relative calibration of line emissivities

Contamination from other lines
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Figure 3.6: Registration in the CFHT data. The relative tiamsiof stars taken in the
continuum filter (By, z=0.01) and w1-0 S(1) filter as a function of absolute position
in the v=1-0 S(1) filter for 10 stars.

In the following we will go through each of these factors dissing their impact on
our observations.

3.3.1 Image registration

Image registration is imperative when comparing emissibiaioed at dierent
wavelengths, even though they may be obtained with the sasteiiment. Image
registration has been performed by fitting a 2D Gaussiandg@thission from a star
and then using the centroid position as the position of tae dDepending on the
number of stars used this will lead to a registration of bdtiean +1 pixel over the
entire field.

For the CFHT data we discovered that from a simple compaiisiween two
images it was not possible to do a very accurate registratiBp comparing the
position of stars in one filter with the position of stars iro#rer filter, it was found



84 Observations of the Orion Molecular Cloud

that it was necessary to change the image size to producecarate registration.

In Fig. 3.6 we show the relative position of stars taken indbetinuum filter (By,
z=0.01) and »1-0 S(1) filter as a function of absolute position in thelvO S(1)
filter. For this particular combination of filters it was nesary to increase the size
of the Bry, z=0.01 image by 6 and 5 pixels in the x- and y-directions resypelgt

to a size of 103R1029 pixels. This has been checked for each filter-comlginati
we used. After the rescaling of the images registration wetteb than+1 pixel
corresponding to 35mas of1B of the PSF. For each field we used between 6 and 10
stars.

The reason for this is unknown. At first we suspected that & due to a form of
micro-lensing in the filters themselves, but the changeze & independent of filter,
so we conclude that the filters do not play an important role.

The VLT data did not show similar problems. For these dataai$ wossible to
use between 6 and 11 stars resulting in an image registragtier than+1 pixel.
This corresponds to 27mas gblof the PSF.

3.3.2 Dfferential reddening

The v=1-0 S(0) and ¥2-1 S(1) lines will be less reddened than thkelv0 S(1) line.
The relative magnitude fierence between the two4g11/1,)17 (Mathis 1990). If
we assume that the extinction at 2,48 is 129 (Brand et al. 1989a; Rosenthal et al.
2000) the relative reddening or extinction is 0.78%or 0.90"9 at 2.25um. From
the relationmy —mp = —2.5log(F1/F2) we find that the flux ratid¢-, 12/F2.25is 0.915
or that the ¥2-1 S(1) emission may be overestimated-986. Results for thex1-0
S(0) line are similar due to the proximity in wavelength. Eleve present results
for data uncorrected for this imprecisely known and spigtighriable diferential
absorption.

3.3.3 Atmospheric absorption

It is essential that brightness estimates are as free abl@mBs®m atmospheric ab-
sorption. The velocity of the gas must be considered in thigtext, as this will
cause the lines to be Doppler-shifted. Data obtained (D@00Ron the Canada-
France-Hawaii Telescope, using a combination of the PUEAptae optics system
and Fabry-Perot interferometry ("GriF"; Clénet et al. 20Qstafsson et al. 2003;
Nissen et al. 2007), as well as extensive data in Chrysostahal. (1997), reveal
that the region of OMCL1 observed containg ¥=1-0 S(1) emission which shows
velocity shifts, relative to Earth, of betweer60 to—10 kms. We are implicitly
assuming that the=1-0 S(0) and ¥2-1 S(1) emitting gas are moving at identical
velocity to the «1-0 S(1) emitting gas.

Using the atmospheric absorption line atlas of Livingstol\&llace (1991), we
find that there is negligible absorption for thel+0 S(1) line in all cases, save over a
very narrow range of velocities arour@0 km s for which an absorption of 7% is
found. For the ¥1-0 S(0) line, the situation is similar with a weak absomtieature
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again of 7% at aroun@43 km s, For the \=2-1 S(1) line there is also an absorption
feature at-33 km st of ~7%. GriF data show that the regions studied span the range
of velocities which includes these values. Thu$eatential absorption may introduce
systematic errors when comparing line brightness fromineet lines, but of only a
few per cent. Theféect cannot be accurately determined and we choose to ignore i
in the present work.

3.3.4 Relative calibration of line emissivities

To compare line emissivities obtained fronftdrent filters with diferent transmis-
sion profiles it is necessary to do a relative calibrationisTi& done by comparing
the flux for each star and compare it to the flux of the same stdifiierent filters.
Fluxes are measured using aperture photometry as preyidisgstussed. Here we
are assuming that the stellar flux is constant over the wagéherange from 2.12m
to 2.25um. It may not be constant, depending on the spectral typeaBtar with
spectral type K7 as TCCO0016, thefdrence in brightness at 2.12n and at 2.25
um is ~10% according to the ISAAC standard spectra (Pickles 1988 has been
ignored throughout, because the spectral type for mosteoktars we are using is
unknown.

We are also assuming that measured stellar fluxes ardfeoted by atmospheric
absorption as discussed above. Within each filter therecaeral absorption features
which may lead to an underestimation of the fluxes. HoweVdeatures are very
narrow and not very deep (typically less than 20%) and theyegsent in all filters.
As above we choose to ignore thiet.

It is also possible to assume that the sky contribution inwfefilters should be
identical. This is a much less certain method as the coues @t much lower. We
do not use this method except for verification purposes.

For the CFHT data this was done using the same 6 to 10 stars andge
registration. Itis very important that the relative cadibon is as accurate as possible
since we do not have any independent means of verifying shdtreln the case of
the VLT data the observations of the calibration star withpde absolute calibration
and hence relative calibration. However we do also compaetars in the science
scans as an independent check on the absolute calibrateadglperformed. We
find that the results are in very good agreement.

3.3.5 Contamination from other lines

It is possible that other line transitions, both khes and atomic lines, are located
within the wavelength range of our filters, thus adding to lihe brightness and
leading to a systematic over-estimation.

Line contamination in filters

Within the v=1-0 S(1) filter only additional (high v, high) lines may be present such
as =8-6 O(4) and ¥3-2 S(4). These lines are negligibly weak in shocks but may
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be found in PDRs. However PDRs are intrinsically one to twaeos of magnitude
lower in brightness than the C-type shocks encountered iogeover these very
high v lines are weak in PDRs (Black & van Dishoeck 1987).

Within the v=1-0 S(0) filter there is also contamination from the (highighhJ)
lines, e.g. ¥8-6 O(5). There may also be a weak contamination from # 1 S(1)
line, which lies 0.024:m to longer wavelength than the=¢-0 S(0) line. However
transmission through the S(0) filter of the2-1 S(1) line is only 3%. We conclude
that contamination by other lines is not a problem for eittier S(1) or the S(0)
filters.

The continuum filter has a line centre 2.188. Within this filter there are no H
lines. There may be some weak contribution frony Bshich we neglect here.

Line contamination in FP data

Using an FP practically eliminates this problem. Since egwmnel map is very
narrow, ~2 nm, there is almost no line contamination. Even though &%kannel
maps were obtained covering each line, tffeaive filter width is typically 10-15
nm or about half the width of the narrowband-filters. In angegathe arguments
given above are certainly still true for the FP.

For the «=2-1 S(1) line at 2.2474m there are no contaminating lines in the vicin-
ity. Again we conclude that contamination by other linesas a problem.



CFHT observations of OMC1: Results and
discussion

In this chapter | will present the results we obtained frorm @FHT data. This
is a work mainly done by me and which is published in Kristenseal. (2007a);
Publication I. Since the spatial resolution of the CFHT dataignificantly lower
than for VLT data, we will primarily describe and examinegesscale properties of
OMC1 here. For the VLT data where the spatial resolution awigivity is much
higher we will examine in detail individual objects.

| will first describe how we can obtain important information the state of the
gas through comparison of ortho- and paralides. The results that we obtain will
then be compared with the shock models that was previoudgritbed in Chapter
2. We will also show how it is possible to compare individuabsks with the shock
models. This we will refine in the following chapter.

4.1 Ortho/para ratios and their relationship to v=1-0 S(0)
and S(1) line brightness

In principle it is necessary to obtain the full set of orthadgara-lines for all vibra-
tional levels in order to evaluate the real orjbara ratio. A Boltzmann plot would
then show departures from the high temperature equilibriaine of orthgpara=

3, if such departures exist (see Sect. 1.2.3). However we &letow that because
of the proximity in energy of thd=2 andJ=3 levels in =1, it is possible to obtain
approximate values of an orthpara ratio which are meaningful, using only S(0) and
S(1) v=1-0 emission line data. Toflierentiate these values from the orfbara ratio
global to all lines, we name the term derived purely frogilv0 S(0) and S(1)10.

We use the definition of the ortfmara ratio found in standard textbooks and used
in Hoban et al. (1991); Chrysostomou et al. (1993); Ramsal. €1993); Hora &
Latter (1996); Neufeld et al. (1998); Wilgenbus et al. (20)Ge also Sect. 1.2.3.
The orthgpara ratio at local spin equilibrium (LSE) at a rotationainfgerature of
Trot IS given by (Sect. 1.2.3)

%3 0a3(2J + 1) exp(re)

ortho/para(LSE, Tyo) = ~
ZJ ever(2~J + 1) eXp(kB'ErJot)

(4.1.1)

87
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whereJ is the rotational quantum number akg the energy of the rotational state
for a given vibrational level v.

If the orthgpara ratio is dierent from 3 the data points of ortho-levels will be
displaced as described above. In that case it is only mefamittgcalculate the ex-
citation temperature between neighbouring ortho datatp@nd neighbouring para
data points. Furthermore, in principle it is only possildealculate an orthipara ra-
tio for one ortho data point and compare it to the two neighingupara data points.
In that case, the non-equilibrium oriipara ratio is given by (Wilgenbus et al. 2000):

ortho/ para(J) 3 N
ortho/para(LSE, Tro)  N3(LSE, Trot)

(4.1.2)

where N is the value of the column density of the non-equilibriumhortine and
Nj(LSE, Tio) is the expected column density of the ortho-line, had inbeleserved
at LSE at a rotational temperatureBf;. Note that we deal throughout with column
density, unless otherwise specified, as this relates tirexbbservations. This im-
plicitly ignores any spatial variation in the line of sigkitough such variations must
of course be present.

Referring to the upper state of the transitioalvO S(0), that is ¥1, J=2, as
i=0 and the upper state oE=1-0 S(1) that is ¥1, J=3, asi=1, one obtains the
approximate orthgpara ratiog10:

N1 do (El - Eo)
= — = exp| ——— | ortho/para(LSE, T 4.1.3
®10 No 0 kBTrot / P ( rot) ( )
whereg; [=(21+1)(2J+1)] is the total multiplicity and 1 — Eg)/ks = 473 K (see

Table 1.2).
The column densities;, in Eqns. 4.1.2 and 4.1.3 can be obtained from the
observed brightness;, using
N2
' hc A
whereA is the wavelength and is the EinsteinA-value for the corresponding line
(Table 1.2). Inserting Eqn. 4.1.4 in Eqn. 4.1.3 gives (Hamiet al. 1998):
l1 1 Ao Qo

70T A

E1-Eo
exp( kBTrot

= 0.4970:—l exp(
0

(4.1.4)

) ortho/para(LSE, Tyot)

473K) (4.1.5)

rot

where we assumebo>300 K for which orthgpara(LSETq)=3.

Using ISO-SWS observations, Rosenthal et al. (2000) find ttrea rotational
temperature measured with an aperture-@8” by 30” is of the order of 3000 K.
Le Bourlot et al. (2002) reanalysed the data and found tregiooial temperature to
be 3300 K. In Kristensen et al. (2003) it was found that thatation temperature
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over a small field in region East varied between 2000 and 5000Hks excitation
temperature was calculated from thelv0 S(1) and ¥2-1 S(1) H lines using high
spatial resolution data from the ESO 3.6 m telescope (seevalsnier et al. 2001).
Unpublished data recently obtained from the VLT in the same lines show that
the excitation temperature in Peak 1 (NW of BNM8000 K (see Sect. 5.1. In the
following we have chosen a constant valuelgf=3500 K based on all of the above
observations.

The systematic errors generated by the energy term in Egh.5 4re small.
For example, given that the rotational temperatdig; is in the interval from 2000
K to 5000 K as suggested by the observations just mentiohecdgrtor introduced
by taking a constant value of the rotational temperaturdénemnergy term exp(473
K/Tot) is no greater thar 10%.

We emphasise that o refers only to the ratio in thex1, J=2 and 3 excited states
in that part of the medium in which they are populated, andsdu# represent the
orthgpara ratio of all the molecular #present in the medium.

The resultingg1g map can be seen in Fig. 4.1. To avoid unacceptable levels
of noise in forming this image, all emission in the1+0 S(1) and ¥1-0 S(0) lines
weaker than 810~ Wm=2sr! was excluded. This represent.5% of the maxi-
mum in the ¥1-0 S(1) line and 9% of the maximum in the weakeflvO S(0) line.
Prior to obtaining the ratio theal-0 S(1) and ¥1-0 S(0), images were smoothed
using &7 boxcar averaging. This degraded the spatial resolutionlt®?s. The map
shows surprisingly clear structure ¢ng, ranging fromg1g of 1 to 3. In particular,
individual clumps of material in region West in Fig. 4.1 eattow structure where
¢10i1s low (1-1.5) at the centre of emission rising to 3 at the edge

A comparison may be made between our valuegigfand the ISO-SWS data
reported in Rosenthal et al. (2000). We have performed ahteigaverage over the
aperture of the ISO-observations, using the S(1) brigistasweight. We find that
$10=2.5+0.3 similar to the value of 3 quoted in Rosenthal et al. (2000)

4.1.1 Variations caused by dferential extinction?

If the variation ing1o that we observe @ ¢10 <3 corresponding to variations in flux
ratio between~2 and 6, Eqn. 4.1.5) is only due to variations in extinctioertithe
minimum flux ratio must be-2/6~0.3 leading to a relative ffierence in magnitudes
of 1.2M29, If we use the extinction law of Mathis (1990), that is thetisle extinction
is ~(11/12)"+7, we find that the extinction at 2.12n is 6.8"9, This is in contrast
to the extinction estimated from severaj khes which is~1mag at 2.12um (e.g.
Brand et al. 1988; Rosenthal et al. 2000).

If we assume that the extinction at 2.4tn is 6.3"29 we receive 400 of the
emitted light. As stated above the noise level is&k10~7 Wm=2srt. Thus if the
extinction is 6.8'2 then the noise level (or minimum brightness) would have & rea
brightness of 3.210~% Wm~2sr! or an order of magnitude higher than the maximum
brightness of the brightest object in OMCL1. This is true fotththe +1-0 S(1) and
the v=1-0 S(0) lines as the noise level is the same.
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Figure 4.1: A map of the approximate ortpara ratio,¢19, calculated from ¥1-0
S(0) and S(1) emission, for the field identified in Fig. 3.2reated using Eqn. 4.1.5.
The area in grey represents regions in which emission iswbgtecified signal levels
(see text). The colour bar is f@rg. Coordinates are relative to TCC0016 as in Fig.
3.2. The absolute coordinates of TCC0016 alt3881491, —0522 39/ 31 (J2000).
Original images have been smoothed using a boxcar averagerov pixels. The
three large squares delineated by grey borders are namedVizst and North, as
illustrated in Fig. 3.2. The black rectangles, A42, B and C, delineate regions
which have been chosen for special study.
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Furthermore, where we observe a low valuepgd, as in the objects in region
West, we measure the lower value@f at the centre of brightness where we have
a surface brightness 6f10~> Wm=—srtin the v=1-0 S(1) line. If this is due to
extinction alone, then that would mean that the objects muigtiag more than~100
times what we are observing. This is much higher than anptithtness observed
so far. Moreover such a highgbrightness is not reproducable by any theoretical
shock or PDR models.

To translate this magnitude into a column density we noteithe mainly dust
grains that are responsible for extinction. Thus in pritecip is necessary to know
the size distribution of the grains, the extinction crosgisa (Cex) at the appropriate
wavelength and the albedo of the dust grains. For simplisiéyassume that the
albedo is 1 and that the average size of the graias@s1um. The cross section may
be described by anfleciency factor,Qeyt, SO thatCeyx=7a?Qey:. FOr a wavelength of
2 um, Qex: is typically ~0.1 (e.g. Voshchinnikov et al. 2006) resulting in a cross
section at 2um of ~3x10711 cn?. We know that for every 400 photons emitted, 1
will escape. This gives a column density-a8x10t° cm2,

We note that this is the column density of the grains. To tedaghis into total
column density we assume a digsts mass ratio of 0.01. We also assume that the
dust grains are composed of a mixture of silicates and cad®wus materials with an
average density of 3/gm®. The mass of dust grains is thudx104 g/cn? resulting
in a total mass of the column 6f4x1072 g/cm?. Assuming that the column is only
consisting of H we get a total column density~a#.4x 1072 cm2.

Such a high column density is not unreasonable in OMC1. Bewhal. (2004)
observes a total column density ot B4 cm~2 towards radio source |. However ra-
dio source | is a very deeply embedded massive star, as destirs the introduction
(Sect. 1.4.2). In general theyldolumn density in OMCL1 is of the order of 3cm2
(e.g. Masson et al. 1987; Genzel & Stutzki 1989; Rosenthall 2000). Even though
the extinction leads to a column density which is consistéttt previous observa-
tions, it is still not possible to reproduce the high brigrgs with theoretical models.
Therefore the conclusion is that the ratio variations olEgrare not caused by ex-
tinction variations.

Data in van Dishoeck et al. (1998) show that éimission lies in part in front of
the 9.7um silicon absorption feature. These data indicate thatest Isome of the
H, emission is generated in a region relatively unobscurednbyntain absorbing
material. The H data from Rosenthal et al. (2000) indicates that the extincit
2.12um is 1M39 Since this is based on the,l¢mission itself it is independent of
where the main absorbing material is.

4.2 Observational constraints on models

In the inner zone of OMC1 studied here, which omits the Oriagédrs or bullets to
the NW (e.g. Allen & Burton 1993), we may divide the ldmission into the follow-
ing groups, based upon the general characteristics of thesem. The first group
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consists of blue-shifted emission representing a massitftow originating between
Peaks 1 and 2, in the north-eastern part of region West in &ig. This group of
objects is discussed in detail in Nissen et al. (2007). Dhtaioed with VLT using
the NACO adaptive optics system resolve the widths of isdlahocks in this region
in a very graphic manner (Lacombe et al. 2004,Sect. 4.4.B¢ Second group be-
longs to Peak 1 and Peak 2 (North and East in Fig. 3.2). Thesesaecially bright,
with overlapping interconnected features and a complescitgl structure (Gustafs-
son et al. 2003; Nissen et al. 2007). The third group is repesl by the faint
background emission observed in region North. This doesinolv small scale spa-
tial structure at our level of sensitivity and spatial regimn. The brightness of this
pervasive emission in theal-0 S(1) line is (4.€1.3)x10°® Wm=2sr L. Brightness
in v=1-0 S(0), corresponding to this level of emission #lv0 S(1), lies below the
noise level. However there remains a good deal &iude S(0) emission detectable
at around (2.81.3)x10°% Wm~2sr %, noting the brightness ratio of S(1) to S(0) lies
between a factor of 2 and 6. This type of emission as chaiaeteby the S(1) line
shows no detectable velocity structure (Nissen et al. 2007)

In the following we seek to find a generalized set of shock abdR Pnodels
which are consistent with our observations. These obsensinclude both the line
brightnesses in%1-0 S(0) and S(1) as well as the ratio and also radial ve&scais
measured with GriF (Gustafsson et al. 2003; Nissen et alf)200 the next section
we will also include the width of the bowshock-structuresetyed in VLT-NACO
data (Lacombe et al. 2004). For part of the East field, we adse Ibrightness data
for the v=2-1 S(1) line (Kristensen et al. 2003).

We choose to analyse three large regions, which we nam&\&1B and C. The
choice of location and size of these regions was made partth@basis of the map
of ¢10 in Fig. 4.1 and partly following the results in Nissen et &0Q7). Region
Al1+A2 corresponds to what we observe of Peak 1, region B correspto the blue-
shifted outflow located between Peaks 1 and 2 and region @smonds to Peak
2. We have chosen to divide the data into these three regeon® &xpect physical
conditions to vary over OMC1, but that they may be constaeticth of these regions.
Below we will justify this quantitatively.

Note that the zone north-east of BN which lies -at5”,+17" relative to
TCCO0016, south-east of AIA2, has been excluded because of possible artefacts
associated with strong continuum emission in this region.

To put our data in a generalized form, we plot the absolutghtmess of the %1-

0 S(1) vs. the line ratioR,o defined ady-1.0 s1)/ lv=1-0 s(0)for the regions AXA2,
B and C whose locations are given in Fig. 4.1. Results are shsmparately for
the regions ATA2, B and C in Fig. 4.2. Very similar results are obtained vilil
v=1-0 S(0) data. In the following we will summarize the propestof each region.

Region A1+A2 Inthe A1+A2 region, Fig. 4.2a, there is a clear tendency for pix-
els with higher brightness to have highey,. Two condensations of points located
at Ri0=3.2, ls1)=7x10"° Wm=2sr! andRyp=4.2, Ig1)=1.2x10° Wm=—=2sr! are
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Figure 4.2: a2 Region North: brightness of=24-0 S(1) vs. the line rati®Ryo. b:
Region West : similarly for the blueshifted clumps in thisizoc: Region East. All
data have been rebinned to 5@DO0 pixels from the original field size of 2002000
pixels. The &ective pixel size become$ 4 or 3 times better than the resolution.
The grey oblongs identify those parts of the data whose clerstics are given in
Table 4.1.

clearly seen in Fig. 4.2a. These two classes of points wergifted according to the
following criterion. The two condensations were first segped by locating the min-
imum in point density between the two condensations. Thécowmf this minimum
point density was then used around each condensation togdocus defining each
class. These loci are shown in Fig. 4.2a schematically asgb| defining the range
of properties which specify points of class Al and A2.

It is evident that certain regions are associated with etitre A1 or A2 classes.
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That is, the lowR;g are found in a restricted zone in the southern and eastefn hal
of the A1+A2 region. Thus the Al region is specifically that part of tmeigsion.
This also turns out to be the more weakly emitting zone. Theck2s of points

is restricted to the two high ratio zones in Fig. 4.1. Fig. adélso shows that a
minimum value of brightness is associated with each ratibis Ts not an artefact
due to a noise level cutf which lies at~8x10~" Wm=2sr 1, but arises because of
the difuse background. This has a brightness-4fox10°® Wm=2sr in the S(1)

line (see above).

Region B Fig. 4.2b shows data for the blue-shifted clumps in regiost\&imilar
plots restricted to individual blue-shifted clumps show #ame structure of higher
brightness towards lower values Bfy (Sect. 4.4.3). Thus here, in contrast to class
Al or A2, positions of data points within the scatter plot ac¢ associated with any
particular spatial sub-zone of the chosen region. The lbg@oints which we call
class B is defined by the oblong in Fig. 4.2b. The criterionehisrthat we have
chosen the subset of data with5% of the maximum brightness. The reason for this
restriction is as follows. In class B, which represents the loutflow region, much
of the data arises from highly localized shocks, some of Wwhake a bow form,
judging from the morphology in Lacombe et al. (2004); see &bapter 5. Data in
our chosen subset refer to that brighter emission whichrless the tip or centre of
the bow shock. We therefore do not consider the fainter waigse bow shocks.

Region C Fig. 4.2c, for Region East, shows dfdrent structure, with a central
condensation arouno=4.0 and 1)=1.2x10° Wm2srl. We have »2-1 S(1)
data for part of region C (Kristensen et al. 2003) and theskl\a diagram of very
similar appearance to that shown in Fig. 4.2c. We deRggas the line ratio of
v=1-0 S(1) to v2-1 S(1). The oblong, defining points of class C, was obtaamed
follows. Contours of density were obtained and all data abitve half-maximum
were included, as schematically outlined by the oblong g Bi2c.

Our task now is to identify shock models which satisfy therabteristics of data
of classes Al, A2, B and C as specified in Fig. 4.2a, b, c. Thlaeacteristics
are listed in Table 4.1. Each class is defined by a range o&ctaistic values of
absolute brightness and line ratio(s). Also included inl@dbl are values of average
radial shock velocities taken from GriF data reported in f@isson (2006); Nissen
et al. (2007).

4.3 PDR as a possible source of excitation

H, emission in OMCL1 arises from both heating through shoclg {éannier et al.
2001; Kristensen et al. 2003) and from photon excitation DRB (e.g. Black &
Dalgarno 1976; Black & van Dishoeck 1987; Sternberg & Dalgat989; Storzer &
Hollenbach 1999). We turn first to PDRs.
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Table 4.1: Characteristics of the four classes of pointsritesd in the text and dis-
played in Fig. 4.2. Brightness is given in units of 30V m 2 sr. The v=2-1 S(1)
brightness andR,, are from Kristensen et al. (2003) and radial velocities apenf
Gustafsson (2006) and Nissen et al. (2007) (see Sect. 4Fhé)figures shown as
represent the range of values.

Observations class Al class A2 class B class C
Brightness +1-0 S(1) 0.6#0.11 1.150.10 0.9¢.0.08 1.050.18
Brightness ¥1-0 S(0) 0.240.04 0.280.04 0.3%0.09 0.3%0.08

Brightness v2-1 S(1) 0.15:0.05
Rio 3.2+0.6 4.2:0.5 3.21.1 4.2:0.8
R12 7+2
$10 1.8+0.3 2.4:0.3 1.8:0.6 2.4:0.5
Associated radial

velocity (kms?1) 11 11 18 8

We now show that the ffuse background of fHemission which permeates most
of region North (but not region East or West), and to which \&eehdrawn attention
in Fig. 4.2a, may be approximately modelled using resulp®med from existing
PDR codes. In our regio#tOri C, an O6 star in the Trapezium located at a pro-
jected distance of 0.09 pc from BN, generates a radiatiod &&2—3<10° times the
standard interstellar field in Habing unitsg GHabing 1968). Combined with a high
density, for example exceedingynl0®® cm2, collisional events result in a kinetic
temperature in a PDR with values greater than 800 K (Storzelolenbach 1999;
Sternberg & Dalgarno 1989; Kaufman et al. 1999; Le Petit. €2@0D6). The impor-
tance of this figure here is that interactions between H andddin to overcome the
activation energy barrier for H atom exchange at these temyes, scrambling the
ortho- and para- populations and creating oflace=3, as mentioned in the intro-
duction (Sternberg & Neufeld 1999).

We use results from the PDR models of both Stérzer & Hollehfd®99) and
the “Meudon PDR code” (Le Petit et al. 2006). We focus uponviieaker back-
ground emission without measurable velocity structureabse (i) PDRs are unable
to reproduce the high brightness of many localized region#hé large bulk motions
in the gas, associated with very bright regions, are notadtaristic of PDRs. We
therefore seek to reproduce a brightness 410 S(1) of~ 4.0x10°® Wm—2sr?,
with an upper limit of~ 8x10~7 Wm=2srt in S(0), the noise level. This implies
that Rip must be greater than 5 resulting in a lower limitgf of 2.8 close to the
high temperature equilibrium value of the orthara ratio of 3.

Using the model of Stérzer & Hollenbach (1999) with a radiatifield of
2.4x10° Gy, ny=4.0x10° cm3, including 2.6 kms! of advection, a value of
4.2<10 Wm=2sr! arises in the S(1) line. This is in fact the maximum that any
models in Stérzer & Hollenbach (1999) report and reprodubesbserved value of
the S(1) background emission seen in region North. The spording brightness
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for the S(0) line is not reported in Stérzer & Hollenbach (299

Turning to use of the “Meudon PDR code”, we first note this dossnclude ad-
vection. This has the result that the high brightness=h-0 S(1) is more diicult to
match, at any rate for a simple face-on model. The most exi@nditions explored
useny=5x10° cm3 and a radiation field of §10° Go. These yield S(1) brightness
of 3.0x10°® Wm™2sr!. The ratioRyq is calculated to be 3.8 and thus S(0) is pre-
dicted to be close to the noise level but a little too briginttHis connectionRyg is
insensitive to the intensity of the radiation field in thegarof high number densities
and high values of the radiation field strength used here.

We conclude that a significant part of thefdse background in region North
is due to the direct action of a PDR generatedsb@ri C. We also conclude that
the density here is higher than®6m~3 implying that the temperature is1500 K.
Hence changes in the orfipara ratio occur through reactive collisions. The region
is of course also subject to the well-known major outflow frtm general area of
BN/IRc2. Thus difuse shocked gas also makes a contribution to the emissien (se
Sect. 4.4.2).

4.4 Shocks as a source of fHexcitation

In this section we will compare the observations with the ei@hd model results
described in Chapter 2 and Flower & Pineau des Foréts (2008)compare obser-
vations with a subset of the grid already calculated andridest previously (Sect.
2.2). In the case of C-type shocks we only consider valuebhefriagnetic scaling
factor,b, of 1.0 and 5.0. This is done because the number of obsemehttonstraints
is low and it is not possible to constram

In a shock, H is excited through mechanical heating, at the microscapiell
through high temperaturej-H,, H-H, and He-H collisions (Le Bourlot et al. 1999).
As the shock develops, the temperature becomégigumt that excited vibrational
states become significantly populated. Emission is obddrvéhe IR, for example,
from J=2 or J=3 states in ¥1 to form respectively the S(0) and S(1) lines. We first
consider the type of shocks relevant here, that is, wheltesrare J- or C- type.

4.4.1 C-type vs. J-type shocks

As we now show it appears very likely that the shocks whicle gige to localised
bright emission in the central region of OMC1 are magnetity@ shocks, rather
than non-magnetic J-type. First, it has been demonstragedtte region can support
substantial magnetic fields (Norris 1984; Chrysostomou.et34; Crutcher et al.
1999; Simpson et al. 2006) and the gas is at least weaklyadniSecond, there
are numerous features, especially in the central zoneofmégiest in Fig. 3.2) be-
tween Peaks 1 and 2 (regions North and East), which are glealividual shocks,
as imaged at 70 mas resolution (30 AU) using the NACO-VLT &idapptics sys-
tem (Lacombe et al. 2004). We return to individual objectthin NACO-VLT field
in Sect. 4.4.3. The component of magnetic flux density trarsgvto the direction of
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shock propagation in a C-type shock softens the shock anésnaiy extensive the
region in which high temperatures and accompanying exuitaif H, are encoun-
tered. We find below that it is possible to model observed lsinadths of 40—80 AU
in dense regions only with C-type shocks.

The occurrence of J-type, non-magnetic shocks (HollenldadhicKee 1989;
Lim et al. 2002) has been discussed in detail in Kristenseal.g003). It was
shown there, for data in region East, that J-shocks cornérilouvery restricted areas
at the edges of clumps. These zones are not resolved heren dbgervations of
v=3 and \=4 lines, Moorhouse et al. (1990) finds that it is impossibleeforoduce
the observed brightness by C-type shock models, but thgieldhock models are
required. These observations were made of Peak 1. Theréfisreery likely that
there is a contribution to the brightness from J-type shodkewever the fect is
probably not strong since thesHbrightness in J-type shocks is generally lower than
for C-type shocks.

4.4.2 Physical conditions associated with ffierent classes of data

Our aim is primarily to establish shock velocities and poeshdensity for all four
classes of data defined in Sect. 4.2. This may be successithived through
comparison with a very large number of models taken from ttié described in
Sect. 2.2. From the outset we note that there are generalifficient constraints
to exclude anything but a large range of initial offbara values for any of the four
classes. The same is true of the magnetic field.

We use a-?-method to quantify the best fit models of our observatioa;utat-

ing y2 = Zobs(%')z whereXops andXmodel refer to the observed and modelled
guantities, respectivelyoops refers to the uncertainty in the parameter associated
with any class, that is fEectively the range of values appropriate to that class. &hes
ranges of values are given in Table 4.1 for the line briglgknd® the case of the
velocity, Gustafsson (2006); Nissen et al. (2007) repantg adial velocities. They
measure the radial velocity by comparing the peak radialorgl of a given object
with the radial velocity of the material surrounding the extij thus measuring the
radial velocity compared to the ambient material. Theseeffiextively minimum
velocities and are shown as such in Table 4.1. The value agsociated with these
velocities was the standard deviation of the sample usdendies in Table 4.1 have
been used as observational constraints.

A typical contour plot of confidence intervals, in this caee dlass Al data and
initial orthg/para=0.01, withb=1, defining the transverse magnetic flux, can be seen
in Fig. 4.3. Contours of 2, 3, 4 and5are shown corresponding to each level of
certainty. Similar contour plots were obtained for eactlugadf the initial orthgpara
ratio and of the value db, for each class. Each contour plot typically covers 200—
300 individual shock models. Common to all these contoutspkthat they cover
a combination of high preshock density with low shock vdlp¢o low preshock
density with high shock velocity. The criterion of fit for daclass is taken to be the
3o limit (99.7% confidence). For each value of the initial oytyera ratio, the derived
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Figure 4.3: The confidence intervals of class A1. The costane given at intervals
of o from 2o to 5. The models used to make this plot all have an initial gpibca
ratio of 0.01 and=1.0. See Sect. 4.4.2 for further description.

range of values of shock velocity and preshock density asevshin the appendix in
Table C.1, for bothb=1 andb=5. We also show the corresponding range of the
postshock density, the shock width, the integrated gpta ratio and the maximum
kinetic temperature, where all values are generated byttbeksmodel.

There turn out to be rather few general conclusions that neagrawn at this
stage from the results in Table C.1 despite the detailedysisal The underlying
reason for this is that we are attempting in the case of datsdC, for example, to
model all the emission in Region East, which comprises mb&teak 2, in terms
of a single set of shock conditions. Nevertheless variomeige statements may be
made which give a useful overview of the characteristicshoicks in the inner part
of OMCL1. These may be summarised as follows:

e Class C objects, in region East, cannot be modelled b+th that is with high
magnetic fields for any initial orthipara ratio. High magnetic fields are also
excluded for classes A2 and B for values of the initial offaoa ratio of 0.01.
Isolated regions of parameter space may in principle exisres agreement is
possible but are not accessed by our model grid.

e Initial orthg/para= 0.01 tends to require velocities higher tha@5 kms*
whereas for higher values of the initial orfpara ratio the velocity may be
as low as~10 kms!. This may suggest that higher velocities should be re-
jected since the required delay between successive shocksdt the initial
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orthgpara to 0.01 is 10years, whereas the OMC1 complex is no older than
~10P years (Hillenbrand 1997; O’Dell 2001).

e The higher the initial orthfara ratio is the higher the preshock density must
be leading to higher postshock densities. This favours tégisities in OMC1
clumps, given that low initial orthipara seems unlikely for reasons of cloud
lifetime.

e The predicted width, in particular the lower limit decreases higher initial
orthgpara ratios are used. Where widths can be measured, typiedlles are
of the order of 50 to 100 AU (Lacombe et al. 2004). Mearl, this tends to
exclude an initial orthfpara= 3 in all classes.

e Forinitial orthgpara values greater than 1, higher magnetic fields may also be
used to fit the observations. Higher velocities (i.e. gretitan 20 kms') are
naturally required because of the cushionifiggets of higher fields.

A general conclusion from the above items is that the initidhgpara ratio
probably lies between 1 and 2. This implies an upper limithef order of 16 years
between successive shocks, consistent with the lifetin@@\d€C1.

The kinetic gas temperature in OMCL1 as measured from for plaiHz, CO
or CHzCCH is ~45-75 K (Churchwell & Hollis 1983; Liszt et al. 1974; Sweitze
1978). At equilibrium the orthpara ratio would be in the range0.25-0.9, lower
than the initial orth¢gpara ratio which we find above. Again this indicates that the g
has probably been shocked previously by jets from proti@stebjects in the region
or that the PDR generated by massive stars in the region 4&yi C or BN) have
raised the orthfpara ratio of the gas.

If the shock velocity is less than10 km st shock waves tend to cause only a
very temporarily compression of the medium, while if it issgter than-50 km s*
they will disperse the medium. All our predicted shock véles fall in this range,
which implies that they are compressing the density pestiohs that already exist
in the medium.

We may estimate the Jeans mass of individual clumps by usederived post-
shock density and the kinetic temperature. The Jeans mageeis as (see Eqn.
1.1.1; Evans 1999):

Mj = 18 Mo TE°n 0. (4.4.1)

As an example we consider a clump with a kinetic temperatt& & (as indicated
above) and a postshock density of 13, This is at the upper limit for predicted
postshock densities. The Jeans mass is #&6 M,. The characteristic scale size
of objects in the region has been estimated to-tt800 AU (Vannier et al. 2001,
Gustafsson et al. 2006b; Gustafsson 2006). Consider a ohithghis diameter. If
we assume the density is uniform, then the total clump mas®.it5 M. This is
four times lower than the Jeans mass and the clump will ntdgse. However, if the
temperature is lowered to 10 K the Jeans masg)i®7 M, or half the clump mass,
resulting in gravitational collapse.
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It is very likely that the density is lower than 4@m3, that is, the Jeans mass is
higher and the clump mass lower than above. Therefore itikelylthat the outflow
in OMC1 is causing a small starburst. Individual, densed @aindensations may
undergo collapse because of shock compression, but theag@oaclusion is that
this will not be wide-spread. This is in contrast to Vannieak (2001) who predict
that at least some clumps in Peak 2 have been compresfaiestly to undergo
collapse.

We are also not ruling out that there already is a pre- or gtettar population
located within the outflow as discussed in Nissen et al. @)07). But results here
show that the formation has not been triggered by the gepeatfbw.

4.4.3 Individual objects in region West

In region West a group of objects located betweénd 35" west and -8 to 16’
north of our reference, TCC0016, show similar propertiggarding the absolute
brightness¢10 and velocity structure (Nissen et al. 2007). For example,nttaxi-
mum absolute brightness of these objects isOx10° Wm2sr?, ¢19is ~1.0-1.5
at the centre of the objects rising to 3 at the edges (see HY. Bhese objects are of
special interest since they are part of the IR counterpaathajutflow identified orig-
inally in the radio, originating from a highly obscured miassstar (or stars) buried
in the depths of OMCL1 (source | or n; Menten & Reid 1995; Grdeahal. 2004c;
Shuping et al. 2004; Gustafsson 2006; Nissen et al. 2007).

We have chosen three objects to model, selected on the hasesrdow shapes.
These objects are shown in Fig. 4.5. Their characteristiesgaven in Table 4.2
where widths are obtained from ESO VLT-NACO observationghef region (La-
combe et al. 2004). The width has been measured in the wingabf €hock as the
width of the region where the brightness is greater than 65%eopeak brightness.
We have chosen this value since we only consider brightnigegihthan 65% of the
peak brightness. Note that we now have the additional cainssrof shock veloc-
ity (but see below) and shock width. In this connection areoked (radial) shock
velocity is a few kmst lower in velocity than the lower limit of the shock speed,
since energy is taken into heating in the shock impact anacitglis lost from the
impacting material.

In Fig. 4.6 we show brightness versig for Object 1 (see Fig. 4.5 for labelling
of objects). The oblong identifies the subset of points thatuse for comparison
with models. Note also the similarity in form with the datakig. 4.2b, which
defines this class of objects.

Again we use g2 method to quantify which models fit observations of objects
1,2 and 3 at the 3 level, using the same grid as earlier. We treat the observed
velocity data in the following manner. If the shock velodityany model is less than
the observed radial velocity, then the velocity is includesda constraint in the? fit.

If the velocity is greater than the observed radial velgditgn we do not include this
as a constraint. This is in recognition of the fact that thaialavelocity is a lower
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Figure 4.4: Map showingo in objects 1, 2 and 3 identified in Fig. 4.5. The area in
grey represents regions in which emission is below specéfiguokl levels (see text).
The colour bar is fop19 and coordinates are in arcsec and relative to TCC0016 (see
Fig. 3.2).
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Figure 4.5: ESO-VLT NACO images of three objects where the/diocks have
been resolved. The greyscale bar is in units ofP1% m?sr! (Lacombe et al.
2004). Coordinates are as in Fig. 3.2.
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Figure 4.6: A plot of brightness in the=1-0 S(1) line for object 1 similar to Fig. 4.2
for object 1, but without spatial rebinning. The oblong @sels those data used for
comparison with models.

limit to the true velocity. We find below that a fit at-3s given with a shock velocity
essentially equal to the observed radial velocity.

If the velocity predicted by the best-fit model is indeed theck velocity, then
this would imply that the shock is moving along the line-afkg. In this case, the
width is no longer a valid constraint. Moreover the morplgylof the objects suggest
that they are not moving completely along the line-of-sigite reason that the best-
fit model velocities are close to the lower velocity limitsyrze that the actual shock
velocity is lower than the measured radial velocity. Thisnddoe the case, if the gas
ahead of each object has already been shocked and is movadtgpt the objects.
The actual shock velocity would then be thé&elience of the velocity of each object
and the velocity of the preshock gas. In Chapter 5 we will gseabbjects 1 and 3 in
more detail.

A contour plot of confidence intervals for object 2, initiaittooy/para in the
preshock gas=0.01,b=1 can be seen in Fig. 4.7. Full results are summarized in
Table C.2 in the appendix. Because of the extra constraimdsoar limitation to a
single object, we obtain a much narrower range of physicalitmns. In fact we
can show that object 1 is distinct from objects 2 and 3, redat the much lower
observed radial velocity.

The physical conditions in our three objects may be summai@s follows:

e Object 1 requires that the initial ortfmara ratio be around 1 or above. More-
over the magnetic field cannot be high, thaths5. It appears diicult to
reproduce the observed width, which may be an order of magitoo low.
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Table 4.2: Characteristics of the three objects describgtia text and displayed in
Fig. 4.5. The brightness is given in units of 20/ m2 sr'. The velocities are from
Nissen et al. (2007) and the widths from Lacombe et al. (2004)

Object 1 Object 2 Object 3
Location -18'5;+0’5 -18’1;-0'8 -20'8;-6’2
Brightness S(1) 0.940.10 0.8%0.10 0.6%0.07
Brightness S(0) 0.340.08 0.29:0.08 0.34-0.08
Rio 2.8+0.5 3.2:0.7 2.8:0.5
b10 1.6+0.3 1.8:0.4 1.6:0.3
Width / AU 80+30 8030 40:20
Velocity/ kms™ 18+1 37«1 36+1

Whilst strictly the full range of models for object 1 in Tallz2 are of equal
validity, on the basis of the width criterion alone perhaps tost satisfactory
model overall is that with initial orthipara= 2, shock velocity 182 kms™,
preshock density 40.5x10° cm3. At all events, all models at theo3level
show the same preshock density, which implies a transveegmaetic flux of
1 mGauss.

e Objects 2 and 3 may be classed together. =gk, the preshock density lies
an order of magnitude lower than in Object 1 and ist2%x10* cm™3 with a
corresponding transverse magnetic flux of 0.3 mGauss. Ownce the widths
are not well reproduced, though in this case they are toelafggher magnetic
fields cannot strictly be excluded but widths are still geedibr higher fields.
The initial orthgpara ratio cannot be determined.

4.5 Concluding remarks

The results presented here show that observations of oaihd-para- lines of K
present a useful way of probing the physical conditions imc&bd zones. We have
introduced the quantity1p, based on the 2 rovibrational,Hines v=1-0 S(0) and
S(1), as defined in Eqn. 4.1.3. A map @ify, a quantity which we have shown is
approximately equal to the true orflpara ratio given a high rotational temperature,
demonstrates strong spatial variation, ranging from 1 &high temperature equi-
librium value of 3. Spatially averaged values however agselto 3, in agreement
with earlier work.

We have identified four classes of objects in OMC1, classiffedugh simi-
lar properties with respect to line brightness and valueg,gf This allowed the
identification of a difuse background emission in region North (but not elsewhere)
whose presence may be partly attributed to a general PDR@fism the action of
610ri C. The bulk of the work is devoted to the development ofrgdagrid of shock
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Figure 4.7: Confidence intervals for object 2. Model parare@re initial or-
thgpara=0.01 anch=1.0.

models with a view to identifying the physical conditionsasated both with the
four classes of object and also with specific chosen shoagdns in the field. At
the 3 level it was possible to determine a range of shock-modaeilisfithhour obser-
vations with preshock densities ranging frerh0°—10’ cm~3 and shock velocities in
the range of 10-40 knT8. It was found that no J-type shock models fit our observa-
tions at the 3 level if we restrict preshock densities ¢d0’ cmi~3 for which models
are valid.

It was found that even though shock velocities are not so thighshock waves
disrupt star formation, the postshock compression is rgit Bnhough to cause gravi-
tational collapse in typical clumps. Individual cold, derdumps may undergo col-
lapse because of the outflow, but it will not be a wide-spredaghpmena and results
here imply that the outflow is not causing a local star-burst.

For individual bow-shocks it was possible to identify relaly precise shock
conditions. Working with objects in the massive blue-gufoutflow emerging from
between peaks 1 and 2, three objects were examined. A vwelotit18 kms?
and preshock density of $§&m2 apply to one such object and a shock velocity of
~36 kms® and preshock density of Z80* cm™2 apply to the other two. Derived
transverse magnetic flux was 1 mGauss and 0.3 mGauss respeclihese mag-
netic fields are similar to those derived from observatiatath of Norris (1984) and
Crutcher et al. (1999).
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discussion

The work done in this chapter has primarily been done by mecardésponds to pub-
lication IlI. In this Chapter | will mainly focus on the anaig®f one particular object
located in our field. This is done to illustrate the power ajthispatial resolution
observations vs. lower spatial resolution as was done ipti&@ous Chapter.

Itis essentially possible to redo the work done in the presiGhapter with these
new observations. However in some points the two data setgeay diterent. First
and foremost the spatial resolution is typically a factoBdfetter for the VLT ob-
servations and the sensitivity is much higher, typicallyaetér of 4. This allows
us to observe the region in much greater detail and resolga more objects than
previously possible. Thus the data will inevitably have fiedent appearance. Fur-
thermore we have no data for the1~0 S(1) line in Region East and Region North
is not identical in the two datasets (see Figs. 3.2 and 3.4).

Because of the higher spatial resolution and higher seitgitit is feasible to
analyse each individual object in OMC1 and reproduce olasiens in terms of
shock models. With this we can in principle map the preshasksdy, shock ve-
locity, magnetic field strength and initial ortfpara ratio throughout OMC1 at the
level of individual objects. This is in contrast to the p@vs Chapter were large-
scale properties of OMC1 were analysed. Sofar this is verginauwork in progress.

In Sect. 5.1 | will do a brief comparison between the CFHT ahd Wata before
analysing an individual object in Sect. 5.2. This analysiddne using a new method
developped here.

5.1 Comparison of CFHT and VLT data

It is possible to compare a part of the VLT data with the CFHTadsVe can make a
full comparison for region West (class B) and for part of mgNorth (class ATA2).

It is not possible to compare region East (class C) since weotibave data for the
v=1-0 S(1) line here. For definitions of classes and regiors Sgt. 4.2 and Figs.
4.1 and 4.2.
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Figure 5.1: Brightness of the=d-0 S(1) line vs. the line ratio, 43 in region West
(left) and north (right). Data have been rebinned to a thfrthe original size, so the
effective pixel size is’0081, slightly lower than the resolution.

5.1.1 Region West

In Fig. 5.1 we plot the absolute brightness eflv0 S(1) versus the brightness ratio
of v=1-0 S(1) and ¥1-0 S(0), Ry, for region West. Quantitatively the results are
identical to Fig. 4.2b in that high brightness is associatét a low line ratio. Also
there is a sharp limit in i below which we find no points.

However, in the CFHT data this limit was observed to be-atwhile in the
VLT data it is found at~4. Also the absolute %1-0 S(1) brightness is higher in
the VLT data. To verify whether this is due to the higher sgatsolution, we tried
convolving the VLT data with a Gaussian with a FWHM &#0 corresponding to the
spatial resolution of the CFHT data. This lowered the maxmalsolute brightness
to 1.4x10°° Wm2 sr ! which is in better agreement with the CFHT data. This did
not dfect the line ratio which remains greater thah A line ratio of 4 corresponds to
#10=2.3 (Egn. 4.1.5) assuming that the excitation temperag8800 K as discussed
in Sect. 4.1.

5.1.2 Region North

In region North the image is slightly fierent. Here it is not possible to reproduce
the CFHT observations even qualitatively, see Fig. 5.1rd sea small tendency for
a condensation aroundy 5.5 and 1.7%10°> Wm=2sr ! but it is not as strong as
for the CFHT data. The second condensation of points is ristiey. Furthermore
the sharp line, below which very few points were found in theHT data is missing.

Part of the explanation is that we are not comparing the faltfof view from
the CFHT data with the VLT data, as this is not possible. Scetlage less points
for the VLT data than for the CFHT data. This might explain thissing second
condensation. It cannot explain why there are a lot of paivite low brightness,
high line ratio in the VLT data.
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Figure 5.2: Brightness of the=d-0 S(1) line vs. excitation temperature for region
West (left) and North (right). Data have been rebinned tara i the original size,
so the d&ective pixel size is’0081, slightly lower than the resolution.

As above but for region West, we find that there are very femisdoelow a line
ratio of ~4 and that the maximum brightness is higher. If we convoleithage,
as above, the maximum absolute brightness is lowered tal2:8 Wm=2sr1. The
convolution does not change the minimum line ratio.

5.1.3 Excitation temperature

With these data we may calculate the excitation temperaliveetly from the «1-0
S(1) and ¥2-1 S(1) lines. The excitation temperature may be calcdlage

E;-E
Tex = 2 gzl\:lll (5.1.2)
kg In aiN;

whereE is the upper level energis the Boltzmann constang,the level degeneracy
andN the column density of the upper level. The column density imaypbtained
from Eqn. 4.1.4. Index 1 and 2 refer (in this case) to th& 0 S(1) and ¥2-1 S(1)
transitions respectively. Inserting Eqn. 4.1.4 in the &eguation we find

E, - E;

92N1

kg In 91N2
Eo-E1

GA2 11l
ks In &z 0A Aol

5600 K
= ———. (5.1.2)
In(1.355¢)
2

Tex =

H, properties are given in Table 1.2. We display thelx0 S(1) absolute brightness
vS. excitation temperature for both region West and Northig 5.2.
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In general the excitation temperature is higher in regiormtiN¢han in region
West. However for the zones of high-%-0 S(1) brightness the excitation tempera-
ture is~2300 K in both regions. If this is used as excitation tempeeatather than
the 3500 K we used previously, the estimate of the gpt@ ratio,¢10 would be
~7% higher. This is still well below the equilibrium value of 3

5.1.4 Conclusion

Differences in absolute brightness between the two datasetbaraiributed to dif-
ferences in spatial resolution. The maiffteience is in the value of the ratio. In the
CFHT data the minimum value of the line ratigqRs found to be~2 while it is ~4

in the VLT data. Due to the higher spatial resolution and &igtignginoise ratio in
the VLT data, it would seem evident that there is somethingngrwith the CFHT
data.

However, Ro is found to be significantly higher than 6 in the VLT data. Tisis
important, since this value is the highest possible if theajpara ratio is equal to 3.
If R10 is higher than 6 it would imply that the orthgara ratio is higher than 3 (see
Egn. 4.1.3). If Rgis as high as 12 in region West (see Fig. 5.1) this would imply
a value of¢1g of 6.8 assuming that,y; is 3500 K. If the temperature is lowered to
1500 K,¢10 would be 8.2.

Another way to visualise this is by calculating My(g) for the two upper level
populations. By choosing a=1-0 S(1) brightness of&10°> W m 2 sr! and Ro=12
| find that In(N/g) is ~36.1 for the +1, J=2 level and~36.8 for the +1, J=3 state.
That is, the higher the level energy, the higher the exoitéti

A possible explanation may be that the relative calibratibthe CFHT data was
not satisfactory. We assumed (Sect. 3.3.4) that the sfilbais constant between
2.1 and 2.2«um which could add an uncertainty efL0% to each relative calibration.
We also estimated that the total uncertainty aig R of the order of 25% resulting
in a combined uncertainty 6f27%. This could increase the minimum value ghHR
in the CFHT data from 2 te-2.5, which is far from enough. At the moment | do not
have an explanation for thefterences.

With the VLT data it is possible to calculate the excitati@mperature from
the v=1-0 S(1) and ¥2-1 S(1) transitions. The excitation temperature confirmas o
choice of excitation temperature in the previous Sect. 4.1.

5.2 2D bow shock model

As has been discussed previously, there are currently noo3Dsbock models that
include complex chemistry and the full set of MHD equationsaiself-consistent
manner. To compensate for this, several groups have cr@itdaw shock models,
which may then be rotated to yield 3D results. These modesreade by taking
a number of 1D models and aligning them along a predefined lmwtsre. The
input parameters of these model are changed through a prededlgorithm. Both
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the shape and the variation of input parameters can be ctidngeproduce obser-
vations.

Here we will take another approach. We will ignore the 3D &tite of the bow
shock and assume that it is moving in the plane of the sky dlpisori assumption
will later be verified by analysing the results from 3D modgjl(Sect. 5.3). We then
cut the shock into pieces or segments. The width of the segnoaemresponds to
the spatial resolution, and they are aligned perpendic¢aléie bow shock. We then
seek to reproduce the observed properties of each segmenplape-parallel shock
model. We are implicitly assuming that the curvature of thestshock is negligible
over the width of segments. We are thus letting nature didaiv the preshock
properties change along the bow.

To illustrate this we have chosen a bow shock locaté 2@est and 8 south of
TCCO0016 (see Fig. 5.3) itself located at'85M1491, —0522'39/31 (J2000). This
bow shock was chosen because it is relatively isolated amd ahvery well defined
morphology. The bow shock is not moving in the plane of the &ky it was not
possible to find a shock with a well-defined bow morphologyhwit radial velocity
in our data. There are30 objects moving in the plane of the sky, especially in negio
North, but none of them resemble bow shocks. in region Westhe other hand,
there are plenty of bow shocks, but none of them are movingearptane of the sky.
Typically the radial velocity is greater than 10—15 km.s

In the following we will go through the method in more detaille will discuss
the results and compare the predictions of our model to dtidapendent obser-
vations. We will also discuss the assumptions and theiditglin the case of this
particular object. We will then compare our results with 8i2 bow shock model
described in Sect. 2.3. We choose to first demonstrate the @Dat because it is
easy to implement compared to a 3D model and may be used far afects which
are not necessarily bow-shaped. The results from the 2D Wiraglavill serve as an
initial guess for the 3D modelling. Finally we will do a similanalysis for another
nearby object.

5.2.1 Results and 2D model description

We choose to limit this section to the description of one bbwck in our field of
view. This object is located 26 W and & S of TCC0016, our positional reference
point (08'35M1491, —0522'39/31; J2000). The object is shown in the inset in Fig.
5.3 in v=1-0 S(0) emission. The peak brightness in the stroag-0 S(1) line is
(2.06£0.09x10°> Wm2srt, whereas it is 3.3 times lower in the=¢-0 S(0) line
and 5.6 times lower in the=2-1 S(1) line.

This object has previously been described in Kristenseh €2@07a) (labelled
object 3; see Chap. 4) and Nissen et al. (2007) (labelled.BAXristensen et al., it
was found that a shock with velocity85—-40 km st and preshock density10® cm3
could reproduce the line brightness of thelv0 S(1) and ¥1-0 S(0) K lines. In
that analysis the shock width was also used as an obser@btionstraint. The shock
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Figure 5.3: Finding chart for the bow shock we analyse with2idr model. The map
shows the VLT observations of continuum-subtractedehhission in the #1-0 S(0)
line at 2.23um. The colourbar is in units of 10 Wni2 srl. Axes are in arcseconds
and dfsets are given with respect to TCC0016. The box, which is rfiagnn the
inset, shows the bow shock we are analysing.

width was obtained from ESO-VI/NACO observations where the spatial resolution
was 80mas (Lacombe et al. 2004).

Using the GriF FP interferometer on CFHT Nissen et al. (200&asured radial
velocities of B emitting in the w=1-0 S(1) line. They measured a peak radial velocity
of —36 kms?, that is, the object is moving towards us at36km st with respect
to the ambient medium. Recent proper motion studies peddrbly Cunningham
(2006) indicate that this object has a proper motion of 41 k25 kms?®. The
full 3D velocity of this object is then-55+25 km st and the angle with respect to
the plane of the sky is40°+27°. We acknowledge that the shock is not moving in
the plane of the sky, but for the moment we are ignoring thiatet, in Sect. 5.2.3,
we will discuss the fect of this, and we will return to it when trying to reproduce
observations with a 3D model in Sect. 5.3.

Using a single parabolic curve we determine the positioeattgbe 238. This
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angle has been determined by rotating the shock in step$ and fitting a single
parabola to the location of the peaks in brightness and lkediog y°. At an angle

of 235 we find a minimum iny? and we choose this as our position angle. We also
tried fitting the bow with a rotated parabola, where the fotaangle is another free
parameter. This gives a position angle of 2402°. In Sect. 5.2.2 and 5.2.2 we
refine this choice.

This is higher than the position angle given by Cunningha@®@2 of 184 and
of Nissen et al. (2007) (22). The position angle given in Nissen et al. is very close
to the position angle towards radio source | and source rf§228h likely candidates
as the source of the outflow (Nissen et al. 2007, and refesetezein). Given the
uncertainty of our method+10°) and the uncertainty in the angle determined by
Nissen et al. £5°) there is no significant disagreement. Based on the data give
Cunningham we estimate that the Lincertainty is of the order of55°. Thus our
result for the position angle is within the error bars of tth€Cunningham (2006).

In the bow shock we seek to reproduce line emission progedieng the bow
thus predicting physical conditions along the bow. We ds ltyi slicing the bow into
9 segments shown in Fig. 5.4, with a width corresponding ¢aréisolution (015 ~
70 AU). We align each of the segments so they are perpenditultiie bow front.

In order to define the bow shape we have chosen to fit two pacatwives to the
points of maximum brigtness along the bow, one for each ditleedoow. We fit each
side of the brightest pixel in the bow with afiéirent parabolic curve as the object
is slightly asymmetric. The position angles of the indiatlsegments as obtained
from the parabolic curves are listed in Table 5.1.

We now average the segments in the direction perpendicoldret bow to in-
crease the 8l ratio. For each segment along the bow we obtain a brightpexde
perpendicular to the bow (see Fig. 5.5). This is done forfathe three H rovibra-
tional lines. For each of the three brightness profiles we neasure the FWHM.
We then average the brightness over the FWHM of the profile.HFMAI's chosen
because it does not depend on the noise level. For the segmealysed here, the
FWHM is always measured well above the noise level, whicltsis elear from Fig.
5.5.

For each segment we thus have 6 observational constraints:

e FWHM measurements of emission perpendicular to the bowlerfufi each
of the 3 lines.

e line brightness of the Hlines v=1-0 S(1), v+1-0 S(0) and ¥2-1 S(1) averaged
over the FWHM of the bow profile.

In Fig. 5.4 we display the location and extent of each segmedtin Table
5.1 we list the 6 observational constraints for the segmantswe display them in
Fig. 5.6 and 5.7. For the moment we have chosen not to inchueledlocity as an
observational constraint for the following reason. We do kriow how the proper
motion changes along the bow. Thus we only know the peak ot aplecity. In
order to use the velocity as a constraint it would have beeassary to have detailed
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to 150 AU.

information of the measured 3D velocities along the bow antke the inclination
of the shock into account.

As can be seen from VLT images in these observations and tifdsacombe
et al. (2004), the object is elongated along the directiomotion (Cunningham
2006) near the centre. This can be seen as a secondary ksghpeak slightly
downstream around 50 AU in segments 3-6 in Fig. 5.5. The agparbetween the
two centres of brightness 855 AU (012) which is comparable to our resolution.
The position angle between the two~206+20°. This is consistent with the po-
sition angle determined here as well as the position anglerméed in the proper
motion studies by Cunningham (2006) and radial velocity sneaments by Nissen
et al. (2007). This secondary brightness may be due to a MiakhEor the moment
we choose to ignore this, but we will return to it in Sect. 3.2.
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Figure 5.5: Intensity cuts through the bow of the W1-0 S(1) (black), ¥1-0 S(0)
(red) and ¥2-1 S(1) (blue) lines in each segment. Distances are giv&uimand
the zero point is the location of the brightness maximums Plaint does not change
significantly for the other two lines. Negative distancedigate that this brightness
is outside the bow, while positive distances are inside. fimaber in each profile
refers to the segment number (see Fig. 5.4).

5.2.2 Shock model
C- versus J-type shock

In the following we will only consider C-type shocks and {péyshocks with mag-
netic precursors for the following two reasons.

(i) The main reason is that FWHM of the;lemission in the dferent segments
is observed to be100 AU. In J-type shocks this is impossible to reproduceneve
with a weak component of the transverse magnetic field (&mstn et al. 2007,
in preparation). The width is however readily reproduced®type shock models,
where widths between 1 and8U can be achieved, depending on initial conditions.

(i) [Fell] emission at the heart of OMC1 is primarily observedward well-
known HH-objects such as HH208 (Schultz et al. 1999) and ttienullets (e.g.
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Table 5.1: Characteristics of the 9 segments of the bow bbfescribed in the text
and displayed in Fig. 5.4. Brightness is averaged over eegiment and is given in
units of 10° Wm2sr! and FWHM perpendicular to the bow surface in units of
AU. The uncertainties-ops given are ir.

Seg. p.a Brightness (1dW m=—2sr?) FWHM (AU)
10S(1) 10S(0) 2-1S(1) 10S(1) 1-0S0) 2-1S(1)

188 0.86+0.03 0.320.02 0.180.01 13@30 10Q60 8070
202 1.24:+0.04 0.440.02 0.280.02 16G-20 1303:40 120G:50
22 1.550.05 0.5@0.02 0.320.02 19G:15 170G:20 140G:40
243 1.5740.05 0.530.02 0.220.02 18&15 16G:20 14Q:40
24 1.42:0.05 0.450.02 0.260.01 21615 160:20 18QG:30
247 1.32:0.04 0.440.02 0.240.01 20&15 13G:20 16Q:30
253 1.05:0.04 0.4%0.02 0.2%0.02 20620 120:40 160:40
259 0.840.03 0.340.02 0.160.01 21G25 14G:50 17QG:50
264& 0.70:0.03 0.280.02 0.1%0.01 23@:30 116:60 150:60

OO ~NOOOTDA~WDNPRF

Allen & Burton 1993). For the object we examine here, no [Felhission has
been observed (Takami et al. 2002). Therefore it is likebt thhe shock observed
is not dissociative (Kristensen et al. 2007 in preparati@iyen the relatively high
velocity (~40-60 km s'; Cunningham 2006; Nissen et al. 2007) J-type shocks are
fully dissociative and we would expect a brightness of thergj [Fell] line at 1.257
um of ~1077 Wm=2sr! (Kristensen et al. 2007, in preparation) which is above the
noise limit of Takami et al. (2002). In a C-type shock veryldifFell] emission is
predicted (i.e. less than YW m=2 sr 1) along with very little or no H dissociation.
We do not exclude the existence of J-type shocks in OMC1. Aspheviously
been shown (e.g. Brand et al. 1988, 1989a; Moorhouse et @0) 1% excitation of
the =3 and 4 levels cannot be reproduced by C-type shock modekxefidre part
of the excitation mechanism is due to PDR excitation andpé-shocks. For this
particular object emission arising from PDRgype shocks is probably weak. At
this stage we do not rule out that there may be an additiohglelcomponent in the
observed (C-type) shock. If such a component exists, it dballocated close to the
apex (see Sect. 5.2.3).

Reproduction of observations

We will now attempt to reproduce the observed propertiee (irightness and width)
for all segments of the object. We do this by fitting a planeafelr C-type shock
model to each segment. We are interested in obtaining véduelse preshock den-
sity, shock velocity, transverse magnetic field strengith e value of the initial bl
orthgpara @/ p) ratio.

To reproduce the observed brightness we have extractedigteriess and width
from the models in the same manner as in the observationst ig;Har every 1D
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Figure 5.6: Brightness integrated over the FWHM along the bar the three lines
v=1-0 S(1) (black), ¥1-0 S(0) (red) and %2-1 S(1) (blue) in each segment. Error
bars show & uncertainties.
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Figure 5.7: The FWHM of Kl emission for the three lines=1-0 S(1) (black), ¥1-0

S(0) (red) and ¥#2-1 S(1) (blue) in each segment. The dotted line at 70 AU shows
the spatial resolution (see text). Errorbars showihcertainties. Points representing
v=1-0 S(0) and #2-1 S(1) widths have been shifted horizontally by 0.1 and 0.2
respectively so as to clearly separate the error bars.
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shock model we have calculated the brightness profile of eddur H, lines as
a function of distance along the shock. We have measuredptiigak extent of
the FWHM of our emissivity profile and we use this to comparéhveiur observed
FWHM. The emissivity profile is then integrated over the FWHMield the bright-
ness. In this last step, we are implicitly assuming that tteeage depth in the line of
sight of the shock in each segment is comparable to the FWHhgn Table 5.1,
columns 6, 7 and 8.

Values corresponding to the six observational constrgiht®e line brightness
and three widths) were extracted from the models and we ygeamalysis to de-
termine how well individual models reproduce the obseorati For each model

we thus calculatg?=1 3, (%‘)2 where n is the number of observational con-
straints (i.e. sixX)Xops and Xmnogel refer to observed and modelled property respec-
tively andogpsis the observed uncertainty. These are all given in Table 5.1

For each segment we list the best fit models with correspgnetinfidence inter-
vals in Table 5.2 and show our results in Fig. 5.8. The resultsas follows:

e The shock speed decreases freB0 kms? at the apex to-40 kms™? in the
southern wing (segment 1, Fig. 5.4) an85 kms? in the northern wing
(segment 9, Fig. 5.4).

e The magnetic scaling factbrvaries from~6.0 at the apex te 3.5 in the south-
ern wing and to~3.0 in the northern wing.

e The density is constant ax&0® cm3,

e The initial o/ p ratio does not change from 3. This is the valueafp ratio is
expected to have at high temperatures (i.e. greater tha 300

This result is very similar to that obtained by Draine & Raieei(1982). Here the
authors find a shock velocity 038 kms?, preshock density 5710° cm™3 and a

transverse magnetic field strength of 1.5 mGauss (correspgrio b=1.8). They

obtain this result by fitting one of the first C-type shock misde observations of
H,, CO, OH, Ol and CIl emission from Peak 1.

In Fig. 2.12 we showed the local brightness profile of tkel\d S(1) line as
well as the kinetic temperature profile. This is shown for thedel corresponding
to the best fit model of segment 3, which is the segment cantpihe apex of the
shock. The figure shows that thei~0 S(1) FWHM is 97 AU, that is the width is
underestimated by 51% (the observed FWHM is 190 AU, see Talle The total
size of the H emitting zone corresponds very well to the zone in which timetic
temperature is greater than 1000 K. The size of this zone 6sA21L The time to
reach steady-state at 50 K is 120 years.

We now discuss what can be learned from these results.

Shock velocity

Itis possible to compare our predicted peak velocity to teasured 3D velocity. The
measured 3D velocity is55 kms?® + 25 kms? (Nissen et al. 2007; Cunningham
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Table 5.2: Input parameters of the models which best rem@dipservations. Re-
sults (confidence intervals) are listed for each segmeptfsg 5.4).

Seqg. Preshock Shock b 0/ Pini
density (cnm3) velocity (kms?)
1 5x10° (5x10P-10P) 38 (29-39) 3.5(2.0-4.5) 3.00(0.01-3.0)
2 5x10° (5x10P-1CF) 42 (37-45) 4.0 (3.0-6.5) 3.00 (2.0-3.0)
3 5x10° (5x10P-1F) 49 (41-50) 6.0 (4.5-8.5) 3.00 (2.0-3.0)
4 5x10° (5x10P-1CF) 47 (40-50) 5.0 (4.0-8.0) 3.00(2.0-3.0)
5 5x10° (5x10°-10F) 46 (39-49) 5.0 (4.0-8.0) 3.00 (2.0-3.0)
6 5x10° (5x10P-1CF) 44 (39-45) 4.5(3.5-6.5) 3.00 (2.0-3.0)
7 5x10° (5x10P-1CF) 41 (36-43) 4.0 (2.5-5.0) 3.00 (2.0-3.0)
8 5x10° (5x10P-1CP) 38 (37-42) 3.5(3.0-6.5) 3.00 (2.0-3.0)
9  5x10° (5x10°-5x10°) 35 (32-39) 3.0 (2.0-4.5) 3.00(0.01-3.0)

2006) and we predict a shock velocity ©60 kms1. Thus there is good agreement
between our results. Furthermore we predict how the valatill change along the
bow as illustrated in Fig. 5.8.

If the bow shape remains steady over time, the shock velpeatpendicular to
the bow surface should vary along the bow as

v, = vp X COS(pa- pPgy) (5.2.2)
whereug is the maximum velocity, pa the position angle of the givegnsent and
pa the position angle of the shock. In Fig. 5.9 we show the velomdmponent
perpendicular to the surface and the best fit results of EfJ15As a result we find
that the position angle for the bow shock is 229° and that the maximum velocity
is 47 kms1+2 kms1. The position angle is in agreement with other position esg|
as discussed in Sect. 5.2.1.

With future high spatial resolution observations of thigezb it should be possi-
ble to observe the proper motion of the individual segmelfithhe shock is moving
at an angle of~40° with respect to the plane of the sky, then at a spatial resolut
of ~0’15 it should be possible to resolve thétfdrential motion over a period of 13
years.

Transverse magnetic field

If we assume that the magnetic field is uniform, we may dednegbsition angle,
pas. The position angle is determined in much the same way asdsiéign angle
of the shock above. Quantitatively we compare the changéseirmagnetic field
tangential to the bow with a simple model where

by = bo x cos|(paz /2) - pag] = by x [sin(pa- pay) (5.2.2)
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as in Eq. 5.2.1. Herdyg is the maximum value of the magnetic scaling factor,
(paxr/2) is the position angle of the local tangent to the bow serfand pg is
the position angle of the ambient magnetic field. This is showFig. 5.10.

With this model we find thaby=4.8+0.7 and pg is 133+16°. Observations
of polarized light in the region (e.g. Hough et al. 1986; Glustomou et al. 1994;
Simpson et al. 2006; Tamura et al. 2006) indicate that thenetagfield has a po-
sition angle of~14(Q°. The position angle of our shock was determined to°228
above. Therefore conclude that the magnetic field is orietetrgential to the apex.

The predicted magnetic field strength+8.4+0.5 mGauss at the apex. This
value may be compared with magnetic fields derived from olasens made by
Norris (1984), (Chrysostomou et al. 1994) and Crutcher.gt1&99). They find that
the magnetic field near IRc2 is3 mGauss (Norris 1984) and that north of IRc2 it
is ~0.3 mGauss (Crutcher et al. 1999). Both of these are lingghft estimates.
Chrysostomou et al. (1994) estimate the magnetic field gtirehy estimating the
Alfvén velocity, va from the dispersion of the position angle of the polarizatiec-
tors. The Alfvén velocity is approximately equalig1.5 km s. Based on this they
estimate thab~10 which is consistent with our results.
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Density

We do not predict that the preshock density changes alongdhe This indicates
that the medium here is not clumpy on scales of the size oflibwg shock ¢600
AU), or that the density variations in the medium ardfisiently small that they
cannot be detected here.

Initial ortho /para ratio

The initial o/p ratio is in all segments equal to 3. In Kristensen et al. (2)Qfe
initial o/ p ratio could not be determined although observations sugdesis lower
than the high temperature equilibrium value of 3. If we lobk tnitial o/ p ratio in
our y? analysis, we find that the value gf change by less than 5% no matter what
the initial o/ p ratio is. This implies that for our observations we canndedaine
the initial o/ p ratio.

5.2.3 Discussion of sources of error

For the above modelling there are four main sources of effbese sources are as
follows:

e Geometrical &ects: We ignore the inclination of the shock and the depth of
emission.

e We do not consider photo-excitation by the massive O6 étani C, located
in the Trapezium at a projected distance~@f13pc ¢27 000 AU).

e There may be a possible Mach disk located behind the apexediatv. This
is not included in our analysis.

e At the apex there may be an additional J-type shock compambich is not
spatially resolved in our observations.

Geometrical dfects

The main assumption in constructing the 2D model is that thjeod is observed
suficiently edge-on that we can ignore the true inclination efdbject with respect
to the plane of the sky. As seen in Sect. 5.2.1 the actuahmatin of the object is
~40° with respect to the plane of the sky. Assuming that the wid#ies with sin,
wherei is the inclination angle, the width may be overestimated-B$%. This is
about twice the observational uncertainty for the widthhia strong »1-0 S(1) line
and smaller in the two other weaker lines.

If the width is smaller, then we would have overestimated reshock density
and underestimated the transverse magnetic field stremgtistaock velocity (Kris-
tensen et al. 2007, in preparation). Based on observatibis unlikely that the
transverse magnetic field is higher (Norris 1984). The prapdocity of the object
is ~55 kms1, whereas we predict 49 km’s For a shock with velocity 55 knt$,
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preshock density:610° cm~2 and magnetic scaling factte6.0, the FWHM of the
local emission of thex1-0 S(1) line is~100 AU below the observed width efLl50
AU.

If the density is lowered to focm™2, the FWHM of the w1-0 S(1) line is~400
AU, or more than twice the observed FWHM of the line. It is mbly possible to
fine tune the input parameters, but that would require a grghock models with a
higher resolution than we used.

The PDR created byg*Ori C

As shown by Kristensen et al. (2003) the PDR generatett®yi C in the neighbour-
ing Peak 2 (south-east of BN) has dfeet of the order of 10—-15% in bright objects.
We reexamine this here for the shock analyzed in the preserk WWe compare our
results with those of the “Meudon PDR code” (Le Petit et aD&0

For a density of %10° cm™3 and a radiation field of the order of 1@imes the
standard interstellar field (Draine 1978), the PDR modedsliot a brightness inv1-

0 S(1) more than an order of magnitude lower than observedn Ethe density is

increased to 10cm2 it is impossible to reproduce the=¢-0 S(1) brightness. We
therefore conclude that if there is a contribution frét®ri C then it must be less than
10% of the w+=1-0 S(1) brightness and we may ignore it. ThelvO S(0) brightness
would be d@ected in a similar manner.

This is in agreement with the contribution estimated in temsen et al. (2003).
It should be noted here that the uncertainty of the briglgtne®f the order of~3—
10%, reddening apart. Lowering the brightness~10% would imply that we are
overestimating the preshock density and shock velocityemmderestimating the
transverse magnetic field.

However, the ¥2-1 S(1) brightness is usually more sensitive to tifeats of a
possible PDR. Again according to the “Meudon PDR code” (L& Beal. 2006) the
v=2-1 S(1)/ v=1-0 S(1) line ratio is~0.2 for the above described initial conditions. In
Fig. 5.11 we display this line ratio for our object. We sed tha observed line ratio
is in agreement with the PDR model predictions. Howeverhasabsolute %1-0
S(1) line brightness predicted is an order of magnitude fdhen observed, so is the
v=2-1 S(1) brightness. Therefore even in the2vl S(1) line the PDR contribution
is less than or equal to 10%, and we ignore it.

Existence of Mach disk

Behind the apex of the bow shock there is a small clump of Hgigbmitting
gas. The distance between this clump and the apexi8. It is at this loca-
tion that Nissen et al. (2007) observes a peak in radial tglod@he brightness is
~1.5x10° Wm=2sr! on average. This may be a Mach disk, but at present we do
not have observational data withfBaient spatial resolution to support this. This
qualitative éfect is not included in the shock models. Thus we are possiEyesti-
mating the width of the shock, particularly in the centraltpdi.e. segments 3—6, see
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Figure 5.11: w2-1 S(1)/ v=1-0
S(1) line ratio in object 3. Coor-
dinates are given with respect to
TCCO0016 and the colour bar is for
the ratio. Contours are for=4-

0 S(1) absolute brightness. Con-
tour levels are at 0.5, 1.0, 1.5 and
2.0x10°° Wnr2sr,
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Fig. 5.5). The results would therefore be of the same orderagfnitude as discussed
previously in this section.

J-type shock component of the bow shock

We have assumed that we are observing a shock in steady-#tdkere is a non
steady-state component of the shock, this will show up aypelshock component
(Chiéze et al. 1998; Lefiae et al. 2004). Non steady-state shocks are typically seen
if the dynamical age of the shock is shorter than the stetatg-age.

The projected distance between this object and the pogsiltflew source, radio
source | (e.g. Menten & Reid 1995; Greenhill et al. 2004csHiset al. 2007), is47
mpc (1¢ AU). At a velocity of~50 km st the dynamical age is1000 yrs consistent
with the dynamical age of the Orion bullets (Lee & Burton 20D0®i et al. 2002).
This may be compared to the steady-state timescale for & shititpreshock density
5x10° cm3, shock velocity 50 kms and magnetic scaling factde=6.0 which is
~120 yrs (see Sect. 2.2.2 for the definition of steady-sta#g. ag

Because the dynamical age is an order of mangitude greatetlle steady-state
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timescale, we conclude that it is unlikely there is a nondtestate component of
the shock. If the width of the shock is decreased (as disduabeve), the time
required to reach steady state is shorter, strengthenagrfument that the shock is
a steady-state shock.

5.2.4 Concluding remarks

We have analysed a single bow shock located in OMCL1 in deaie of the most
important observational results is that we resolve the hwaftthe shock, providing
evidence that the shock is a C-type shock.

We have introduced a more sophisticated means of reprogludiservations of
bow shocks observed at high spatial resolution. This nevhaakallows us in the
example considered to predict a peak velocity of the bow lshdaich is in very
good agreement with results from radial velocity and propetion observations.
Furthermore our predictions of the direction and strendtthe magnetic field are
consistent with independent estimates. These includenaigms which analyse
the line-of-sight component of the magnetic field and thal totagnetic field as well
as polarization observations of the region. Our predictbhow the magnetic field
strength changes along the bow is in agreement with a singiengtrical model,
where the apex is moving perpendicular to the magnetic field.

The data we have for most of the central part of OMC1 show thabuld be
possible to apply this new method on numerous objects whpkar to be caused by
shocks. The main requirement is that the shocks are movirsg ¢b the plane of the
sky. Preliminary results from 3D modelling shows that tleguirement is fulfilled
when the angle with respect to the plane of the sky is less 38aRavkilde et al.
2007, see below). Shocks moving along the line-of-sightnaterrally not suitable
candidates.

5.3 Comparison with 3D bow shock model - a first
iteration

In this section we will use the best-fit results from the poeg section as input pa-
rameters in the 3D model described in Sect. 2.3. We will alsothe shape defined
by the object. We do this as a first attempt to compare the 2Deimwith the 3D
model. Later (currently a work in progress and not reportecthwe intend to refine
the 3D modelling to reproduce the observations.

5.3.1 Model input

We first of all assume that the preshock density is uniform khad a value of
5x10° cm™2 as suggested by the best-fit model (Table 5.2 and discuss8éddin
5.2.2). We then assume that the magnetic field configurasias discussed in Sect.
5.2.2. That is, we assume that the magnetic field is uniforchaaiented tangential
to the apex. We set the magnetic scaling factdr £06.0 at the apex and vary it with
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position angle as shown in Egn. 5.2.2. We also keep theliottiho/para ratio equal
to 3 everywhere. We set the 2D shape of the bow to be the shaje oforthern
wing. It is given as (see also Eqn. 2.3.1):

z=122x1073r?AU, (5.3.1)

where the vertex is the apex.

For this object the results show thiat changes linearly withy, when moving
along the bow, so that an increasebjrby 1 leads to an increase in by ~6 kms™t.
This is shown in Fig. 5.12 for all 9 segments.

When doing the 3D modelling we have chosen to regrid our mieeilts onto a
cube with a pixel size of 4 AU. At the distance of OMCL1 of 460 pis ttorresponds
to approximately one third of the pixel size in the observagi (12.4 AU). The total
size of the cube is, ny, n;)=(350,350,150) pixets(1400,1400,600) AU.

5.3.2 Model results

Assuming that the inclination with respect to the plane efshy is~40° (Cunning-
ham 2006; Nissen et al. 2007) we show the projected 3D bowksimoEig. 5.13.
In Table 5.3 we summarize the properties of the 3D model antpene them to ob-
servations. Here we only show results concerning the apex,g the point of peak
brightness in the ¥1-0 S(1) line. In the following we will go through the results
from this modelling.

Inclination

In Fig. 5.14 we show the1-0 S(0) emission as a function of inclination angle,
W between 90 (the shock is moving in the plane of the sky) and {ihe shock is
moving almost along the line of sight). Qualitatively thé&eience is very small for
inclinations between 50and 90. The ditference in peak brightness+48% between
=90 and 50. Thus we shova posteriori that the dependence on inclination angle
is suficiently small, that we may consider that the shock is movinthe plane of
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0.0 15.0 30.0 45.0 60.0

Figure 5.13: 3D model results
for object 3 shown for the v1-

0 S(1) transition. The inclination
with respect to the line of sight is
50°. The colour bar is in units
of 10°° Wm—2srl. Axes are in
10*® cm. The cross indicate the
location of the apex.

Table 5.3: Comparison of 3D model results and observatidfte. here show the
observed properties of the apex, that is the point of maxirbrghtness and compare
them to the 3D results also from the apex.

Property Observation 3D model
Brightness, ¥1-0 S(1) (16° Wm™—=sr1)  2.06:0.09 60.0
Brightness, ¥1-0 S(0) (16° Wm=—srl)  0.75:0.06 12.7
Brightness, ¥2-1 S(1) (10° Wm—sr1)  0.43:0.04 5.0
FWHM, v=1-0 S(1) (AU) 18@:15 120
FWHM, v=1-0 S(0) (AU) 16@-20 120
FWHM, v=2-1 S(1) (AU) 14@-40 100

the sky if the inclination angle is greater than°50t is important to note, that it is
not a general conclusion, and we have only verified it for gaigicular 3D model.

Brightness

As can be seen from Table 5.3 the model is overestimatingrtpethess of the ¥1-

0 S(1) line by a factor of 30! For the other two lines the brigds is overestimated
by a factor of 17 and 12, respectively. These high factorssareewhat surprising
and it is of course interesting to understand the origin of dlifference.

One of the assumptions of the 2D modelling was, that the dgbtimg the line
of sight) is equal to the observed width (projected onto ta@e of the sky). With
the 3D models it is possible to verify this hypothesis. Inavrth quantify the depth,
we will be using the number of points with >1000 K as a measure. In general it
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Figure 5.14: 3D model result as a function of inclination. th&play H v=1-0 S(0)
emission. Axes are in units of ¥0cm, the colour bar is in units of 1@ W2 sr.
The colour scale is kept constant for each figure. Inclimae#ingles) are indicated in
the lower left corner. The position of the projected apex &kad with a grey cross.

is not possible to define a FWHM along the line of sight, asehmay be a peak in
emission both from the side of the shock facing us, and treefaicing away from us.
Moreover, in constructing the 3D model we limited ourseligpoints withT >1000

K as it is at these temperatures 14 rovibrationally excited (see Sect. 2.3). In Fig.
5.15 we show the number of points as a function of spatialdinates. In particular
we find that the number of points wifh > 1000 K is 231 at the apex corresponding
to 918 AU. This is~5-6 times the observed FWHM, which44.80-190 AU at the



5.3 Comparison with 3D bow shock model - a first iteration 127
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220 ] Figure 5.15: The number of points with
2001 | T>1000 K for the bow shock model in
150 1 Fig. 5.13. Axes are in pixels. The
] projection is smoothed by &x 5 pix-
1007 " els moving boxcar average. The size
50 4 | of the boxcar is indicated by the small
0] 50° black square in the lower left corner.

[ The colour bar represents the number of
0 50 100150200250 300350  pojnts with T>1000 K.

apex for the ¥1-0 S(1) line and~160-170 AU and~140 AU for the =1-0 S(0)
and v=2-1 S(1) lines, respectively. Thus we are under-estimattmegdepth of the
emitting gas by assuming that it is equal to the observed FWHM

If we integrate the brightness over the entire length of theck instead of the
FWHM of the predicted local brightness profile, the modelgbthess would be
increased sincérwum < lotal Where lpwnm is the brightness integrated over the
FWHM andl g the total brightness. If we udegyy instead oflpwym the shock ve-
locity and density would have been over-estimated, whientlagnetic scaling factor
would have been under-estimated.

To quantify this &ect we made a new 3D model with the same shock velocity
and transverse magnetic field strength, but a preshocktgesfsix10° cm 3. The
new model predicts a peak brightness~df.0x10~> Wm=2sr* for the v=1-0 S(1)
H, line which is comparable to observations1(55<10-> W m2sr 1) but with a
projected FWHM o0f~450 AU.

We suspect that the reason the brightness in the original 8Beiris 30 times
higher than the observed value is due to fiisient resolution of the grid of models
with respect to preshock density. As we have shown, we cagrldiwe brightness
substantially by reducing the preshock density. Howevédrenwdoing so, we are
increasing the projected FWHM. We now need to adjust thetimauameters to
reproduce observations and this is currently a work in pFsegr

Width of the shock

Here we will discuss the predicted shock width from the 3D siliay. When dis-
cussing the shock width in this section, we will distingulsttween the predicted
width (the FWHM of the H emission as would appear projected onto the plane sky)
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and the observed width (that is the observed FWHM). Thes¢hwidre given in
Table 5.3 for easy comparison.

The predicted brightness profiles at the apex are showrivelat each other in
Fig. 5.16. These cuts have been made at the position inditgt¢he grey vertical
line in Fig. 5.13. The prominent tail of the brightness pmfieminds us, that we
must be careful in blindly accepting the observed width asl@ parameter when
fitting 1D models. This may be a major source of error if careastaken to ensure
that the overall shape of the brightness profiles are similar

Mach Disk

As discussed above, we observe and resolve a small objectlgibehind the apex of
the bow shock (Sect. 5.2.3). We speculated above that thidoma Mach disk. The
projection maps of the initial 3D model of object 3 show a claability to reproduce

this observed secondary object. This indicates that it tsanoatural feature of a
pure bow shock, but an independent object, thus suppotti@gadnclusion that the
observed object is a Mach disk. A future approach would bedlude a Mach disk
in the model and see if it is possible to reproduce this seagnobject.

5.3.3 Sources of Error

There exists some sources of error in our model which we addvelow.

e The parameters for the present 3D model of object 3 was akusing the 2D
cross section brightness profile fitting method discussdtdrprevious Sect.
5.2. Hence, any sources of error that apply to that technidureodelling are
inherent in the current version of the 3D bow model. Howetleyse parame-
ters were only intended as initial guesses that we shoulgicktthem in the
blind, and as initial guesses they have worked well.

e The resolution of the grid of 1D models is found lacking witsspect to

preshock densitpy, consequently causing us to overestimate the brightnesses

produced with the found FWHMSs. It is probably possible to finee the pa-
rameters using a grid of higher resolution. However, caltng a grid with a
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resolution an order higher than the present would make th&eu of models
in the grid reach-1.5 million, requiring a vast computing time (more thaR0
years using present day computers). However it is of couwssiple to expand
the grid locally around a possible solution to see if theeelastter solutions.

e We are only considering the emission where the temperatutbeoneutral
species is higher than 1000 K. This is most significant foccklavith a high
transverse magnetic field strength. However, tfieat is to underestimate the
brightness which we do not. We note here, that tfieat would typically be
much less than 1% at the orders of the parameters used fartdbje Fig.
5.13.

e The emission through the volume of the bow shock as well adfeh disk
creates a prominent tail on the brightness profile implyimat tve may over-
estimate the FWHM. Therefore, the FWHM of the observed lnigss profile
should be seen as an upper limit.

5.3.4 Next iteration

To close in on the true parameters of object 3, the next stepdiame to examine in
greater detail the importance of the number of points wi#1000 K. Furthermore it
will be necessary to see how fast the brightness grows angittie decreases when
going from a preshock density of 1@m~2 to 5x10° cm 2.

As this is done for object 3 treated here and possibly a fewrdblow shocks,
we expect to be able to draw parallels from one case to the gtioeving further
knowledge of the pros and cons of this technique. Ultimatedymay be able to use
it at as an interpretation tool in complex and violent araashsas most of the Orion
Molecular Cloud or where, for example, 3D shock velocities ot available.

5.4 2D bow shock model of object 1

A similar analysis, but without the 3D modelling, was done dadifferent object.
Object 1 as it has been labelled in Fig. 4.4 is qualitativeljedent from object 3.
The morphology is more clumpy and irregular but the posiémgle is almost the
same, and it is found very close to object 3. The peak absbhigatness is similar
with a brightness of (1.980.09)x10° W m=2srt. Object 1 is shown in Fig. 5.17
in v=1-0 S(1) emission.

Here we will briefly go through the results obtained for thijext and the con-
clusions. We will follow the exact same procedure as in tlexipus section but will
be more focused towards the results here.

0. Venot, a &' year predoc student at the Université de Cergy-Pontoigeihd work in May and
June 2007 under my supervision
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Figure 5.17: Continuum-
Subtracted image of object 1
shown in «1-0 S(1) emission.
Boxes show location and extent
of the 11 segments. Segments 1
and 11 are marked for identifi-
cation. The arrow has a position
angle of 220 and a length corre-
sponding to 150 AU. Coordinates
are relative to TCC0016 and the
colour bar is for brightness in
units of 10° Wm 2 sr.

-17.5 —=18.0 -185 -=19.0

5.4.1 Observational results

This object is slightly more extended than object 3 and s®possible to cut it into
11 segments rather than 9. The object is very symmetricalitawds possible to
fit a single parabolic curve to the shape of the bow. This gav@®sition angle of
220°+15°. From Cunningham (2006) the position angle is 248d from Nissen
et al. (2007) it is 2392 These two authors find a proper motion of 19 krhand
radial velocity of 18 kms! respectively, resulting in a 3D velocity 6f26 kms?
and an angle with respect to the plane of the sky 6f 43

The observed constraints for each segment are listed ie 5adhl They are as for
object 3 the FWHM of the bow shock measured perpendiculdradbw surface and
the brightness in¥1-0 S(1), «+1-0 S(0) and ¥2-1 S(1) integrated over the FWHM.

We note here that because the opening angle of the shockyis\@aow com-
pared to the opening angle of object 3 it is not possible tosmeadirectly the
FWHM in segments 4 to 8. Therefore we measured the half widtfalh maximum
(HFHM) and multiplied it by two.

5.4.2 2D model reproduction

We reproduce the results of each segment by/thmethod described above. Results
are listed in Table 5.5. Even though results do not appeaprtincious as for object
3, they do show the same order of magnitude in terms of inprpeters. It is not
surprising that the variations are more pronounced in thjeai as it is more clumpy
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Table 5.4: Characteristics of the 11 segments of object trittes! in the text and
displayed in Fig. 5.17. Brightness is given in units of 10V m2 srt and FWHM
perpendicular to the bow surface in units of AU. The uncatieso opsgiven are ir.

Seq.

p.a.

Brightness (10W m~2sr1)

1-0 S(1)

1-0 S(0)

2-1S(1)

FWHM (AU)
1-0S(1) 1-0 S(0)

2-1S(1)

el
PEBoo~v~ouprwNek

142
144
142
15T
163
216
274
288
293
296
298

1.20+0.03
1.33t0.04
1.38+0.05
1.44+0.05
1.570.05
1.31+0.04
1.47£0.04
1.46+0.03
1.370.03
1.35+:0.03
1.08t0.03

0.38&0.02
0.4@0.02
0.4%0.02
0.580.02
0.64:0.02
0.52:0.02
0.66:0.02
0.530.02
0.440.02
0.5@:0.02
0.320.02

0.150.01
0.160.02
0.2@:0.02
0.25:0.02
0.3%0.01
0.26:0.01
0.3%0.02
0.240.01
0.120.01
0.180.01
0.140.01

18@-30
18G@-20
9G:15
13@&15
29@:15
31G:15
21620
20@:25
10G-30
14230
12630

17G:60
80t40
70:20
10G:20
23G:20
14G:20
16Gt40
8050
9G:60
12G:60
17G:60

18QG:70
20£50
30:40
20:40
18G:30
16G:30
13Gt40
11G:50
64G:60
16G:60
40:60

Table 5.5: Input parameters of the models which best rem®dibservations of
object 1. Results (confidence intervals) are listed for esgment.

Seg. Preshock Shock b 0/ Pini
density (cnm3) velocity (kms™?)
1 5x10° (5x10P-10P) 45 (41-48) 5.5(4.0-7.0) 3.00 (2.0-3.0)
2 10 (5x10P-10P) 34 (31-41) 3.5(2.5-5.0) 3.00(0.01-3.0)
3 10 (5x10°-10P) 33 (31-40) 3.0 (2.5-4.5) 3.00(0.01-3.0)
4 5x10° (5x10P-1CF) 47 (33-44) 3.5(2.5-5.0) 3.00 (0.01-3.0)
52 5x10° (5x10°-5x10°) 50 (49-50) 6.5 (6.0-6.5) 3.00 (2.0-3.0)
6 5x10° (5x10P-1CF) 44 (41-46) 4.5(3.5-6.5) 3.00 (2.0-3.0)
7 5x10° (5x10°-5x10°) 42 (41-45) 3.5(3.0-4.5) 3.00(2.0-3.0)
8 1% (5x10°-10P) 36 (32-43) 4.0 (2.5-5.5) 3.00 (0.01-3.0)
9  5x10° (5x10°-5x10°) 46 (41-49) 5.5(4.5-9.0) 2.00 (0.01-3.0)
10 5x10° (5x10°-5x10P) 44 (38-46) 4.5(3.5-6.5) 3.00 (2.0-3.0)
11 510 (5x10°-5x10°) 43 (39-45) 5.0 (4.0-6.0) 3.00 (2.0-3.0)

a The velocity is at the upper boundary of our grid, and shoulty dbe seen as a
lower limit.

in nature than object 3. In the following we will discuss wicah be learned from
the input parameters in much the same fashion as was donetin5522.
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Figure 5.18: \elocity variations
along the bow superposed on an
image of object 1 as observed
in v=1-0 S(1). Coordinates and
colour bar are as in Fig. 5.17. The
lengths of the arrows are scaled
with velocity and the arrow in the
top left corner has a length corre-
sponding to 40 kmrs. Red ar-
rows indicate a preshock density
of 5x1P cnT2 while black ar-
rows represent Pocnt3.

-17.5 —=18.0 -185 -=19.0

Shock velocity

It is interesting to note that the velocity is much highemtmaeasured by Cunning-
ham (2006) and Nissen et al. (2007). However, as Cunningluaes ithe uncertainty
on the proper motion measurements is of the ordera km s*. If this is included,
the 3D velocity is~26+25 km st. The maximum velocity predicted here is greater
than 50 kmst. We also note that the range of velocities are very similah&ve-
locities in object 3. In Fig. 5.18 we show the distributionsbiock velocities along
the bow.

It is possible to estimate the position angle by using Eda15n Sect. 5.2.2. We
find that the maximum velocity is43+4 kms. The position angle is 24@18°.
This is in agreement with the position angle determined alznwd the angle deter-
mined by Cunningham (2006) and Nissen et al. (2007).

Transverse magnetic field

The transverse magnetic field is higher than in object 3 busigmificantly so. Here
we find a maximum in Segment 5. However this segment may nobtreatly re-
produced as the velocity is at the upper limit of the grid. Hbsolute value of the
transverse magnetic field strength~i4.7 mGauss which is higher than estimated by
Norris (1984).

Again itis possible to estimate the position angle of the megig field using Eqn.
5.2.2 in Sect. 5.2.2. However we do not simply bs&hen fitting. Instead we use
B = bx +/ny(cm3) uGauss sincey is not constant. We find that the position angle
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of the transverse magnetic field is 2%21°. This value almost fit the position angle
of the shock which is-220* and 130 at right angles.

Density

In Fig. 5.18 we show the distribution of initial densitieedrand black arrows). The
distribution of the diferent densities does not show an apparent pattern. Thegavera
density is very similar to the density predicted for objectt@t is~5x10° cm 3,

Initial ortho /para ratio

Again it is practically impossible to constrain the initiaithgpara ratio and it is
equal to 3 everywhere except Segment 9, where it is 2. Howesgefor object 3,
if the orthgpara ratio was locked, we find that it has little consequencéhie final
results.

Sources of error

Apart from the sources of error already discussed in Se@t35the main source is
the clumpiness of object 1. As can be seen in Fig. 5.17 sorastthe segments are
well aligned with individual knots, sometimes they are kecbon the edge of knots.
The latter is the case for Segments 1 and 2. One method toammerthis could be
to cut the shock into segments that are not of equal size amllggpaced. Instead
the segments would cover knots in the shock. This has not deea yet but again
higher spatial resolution observations would help us ttebetnalyze this feature.

5.4.3 Conclusion

It is possible that dferences in preshock density and magnetic field strengthesaus
the shock to appear clumpy. This is also the conclusion weltam from the model
reproductions of observations. This object was mofadilt to analyse than object
3 because of this clumpiness. This will almost certainly addther layer of uncer-
tainty to the model reproductions, something we have chasemnore at present.
Nevertheless we do show that the method described in Segt.is % robust
method and does produce reliable results. We have not gdtritodelling this shock
in 3D but that will certainly be a future project.

5.5 Conclusion and outlook

A lot of work remains to be done, both in terms of analysingsg®g observations,
developping the 3D models further and planning follow-useations. But we
have shown here how it is possible to construct a 2D model evtirer results are in
very good agreement with other independent observatiohgs sSame analysis will
now be applied to other bow shocks found in our dataset.
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So far we have only scratched the surface of 3D modellingerAfie first itera-
tion more work clearly needs to be done as the predictedsildaghtness obviously
is too high. It remains unclear whether the 2D modelling er 3D modelling is the
source of the problem. For this purpose it is probably nenggs greatly expand the
grid of shock models to include more preshock densities. él@wfor each density
that is added-3600 additional models needs to be run. Since it tal@sinutes to
run a model, we are looking at a computing time of 20 days peitiadal density. A
solution could be to write an optimization program that tigb an iterative process
runs and compares models with observations by taking skegsecomes smaller
and smaller.

A remaining question is also the nature of these bow shocke ré&sults from
Sect. 4.4.3 suggest that they could be clumps overrun byehergl outflow while
here, it seems that they are caused by individually laundhéléts. To verify the
nature, it would be interesting to plot the dynamical aget th, the distance from
the outflow source divided by the 3D velocity as a functionistahce to the outflow
source. If the objects all have the same age, they are prplbabkts launched by
the same explosive event. If they show a large range of ag#sthve older objects
farther away, it would be more likely that they are clumpsroawe by the outflow.
Unfortunately Cunningham (2006) does not provide the gmjeite data in his thesis,
and it has so far not been possible to obtain the data.

We are planning to apply for follow-up observations with 8ygtzer Space Tele-
scope (85 cm mirror) using the InfraRed Spectrograph (IRS3$. important to do
follow-up observations at other wavelengths probing theckhd gas at dierent
temperatures. With the model predictions we are able tones#i the brightness in
the pure rotational kllines v=0-0 S(0)-S(7) and find a typical brightness of the or-
der of 10 Wm™2sr L. Although the spatial resolution is much smaller with Sgitz
(between 15 and 83 depending on wavelength) it should be possible to isolee t
objects and detect rotationally exciteg.HAnother instrument that could be used
for this purpose is the proposed satellite H2EX (Boulan@$72. It is expected that
H2EX will have a higher sensitivity and better spectral fegon than Spitzer. Fur-
thermore it will operate as an integral field spectrometdrisTTould in principle be
used to give us valuable information on the gas dynamics imptex star forming
regions such as OMCL1.

2This is work done by J. Gart during a 2 month predoc position under my supervisiofaltart
is a 3% year student at the Université de Cergy-Pontoise
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In this chapter | will present observations of the two Bokwlles, BHR 71 and BHR
137. Observations were performed in July 2002. | have not loe@lved in taking
the observations, nor the initial data reduction. Howeterfinal steps of the data
reduction (wavelength calibration, background subtartetc.) and the analysis are
done by me.

In the case of OMCL1 | have used spectroscopic imaging. InGhapter | will
focus more on long-slit spectroscopy. When observing isdlaegions of star for-
mation it may be desirable to use spectroscopy rather themowdand imaging.
Narrow-band imaging is very suitable for a complex regitée IDMC1 but when the
target is a single jet or shock as in many HH-objects, spsctioy is better. In that
case the disadvantages (lack of spatial information) ararlyl outweighed by the
advantages (large number of lines observable at the same time). In the present
observations we detect between seven and ninknes in each object.

First | will describe the observations and data reductiomerT| will provide the
results for diferent H lines in diferent spatial regions. Finally | will interpret the
results in terms of shock models before giving the conclydemarks.

6.1 Observations and data reduction

Observations were performed on the nights of July 12 andQ@R 2Both sets of data
were recorded using the Infrared Spectrometer and Array &ZartiSAAC; Moor-
wood et al. 1998) on the ESO VLT, UT1. Observations were cedten BHR71
IRS1 at 1201M371; —-65°08'54”(J2000) and on BHR137 at 1Z1M48%;, —44°08/8
(J2000).

For both observations the long slit spectroscopic mode vsasl,uusing a slit-
width of 27 and a spectral resolution af52=200. The second order of the grating
was used to gain access to the enirfdand (1.84—-2.5@m). The slit length is 120
with a pixel scale of 0146 per pixel. This corresponds to 29 AU at the distance
of BHR71 (200 pc; Bourke et al. 1997) and 102 AU at the distamicBHR137
(700 pc; Bourke et al. 1995b). In the spectral direction,pixel length is 7.0%10*

135
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umypixel. In the case of BHR137 thé-band was also observed (1.4-1,882) where
the pixel scale is 4.6810~4 um per pixel.

Observation of weak FHemission in theK-band is dominated by the problem
of removing the sky background. This background consisshatter wavelengths,
up to~2.2um, of emission from excited OH in the upper atmosphere, theafied
Meinel bands. At longer wavelengths, greater th@¥ um, thermal emission from
both the atmosphere and the instrument becomes obtrushe MEinel bands and
thermal emission can be brighter by respectively two andetio four orders of
magnitude than the signals for which we search. MoreoveMbael bands are
variable on a time-scale of minutes.

The tactics adopted were to record a spectrum on the objetthen nod the slit
along its length, onto the sky and record again for the same.tThe exposure time
was chosen so as to take into account the rapid variabilitheMeinel bands and
also to avoid saturating the detector. For BHR71 the exgosnre was 60 seconds
while for BHR137 it was 100 seconds. In both cases the aitésted above were
satisfied.

BHR71 was observed four times at four slightlyffdrent slit positions. For
the first three observations the slit was displac&dwith respect to the previous
slit covering HH321A. The fourth slit was shifted 260 the west covering part of
HH320A (see Fig. 6.1). Total exposure time for each spectuas 1800 seconds.
For BHR137 two spectra were recorded; one inixand and one in thel-band.
Total exposure time for th&-band spectrum was 1800 seconds while it was 1200
seconds for théd-band. A finding chart for each set of observations are pexviih
Figs. 6.1 and 6.2, respectively where the position of the alie shown.

For both sets of observations, imaging was also performe tise Short Wave-
length Imaging mode (SWI) of ISAAC. Images were recordedhgighe K filter
(2.03-2.29um; BHR 71 and 137) and NB213 and NB219 narrow-band filters-(cen
tered on 2.13 and 2.18m respectively; BHR 137 only). Here we do not present an
analysis of the images. Here they are merely used as findiagsctor our spectro-
scopic observations.

None of the observations were performed using adaptivegpés this is not
available. Thus the spatial resolution is seeing limitedthe case of BHR71 condi-
tions were photometric and the seeing as measured from HSEa®in the field is
~0’6. For observations of BHR137 the conditions were slighttyse resulting in a
spatial resolution o£0’9.

Standard data reduction included dark subtraction, flédifig using twilight
flats and sky-subtraction. This largely removed the OH Meaads and other tel-
luric features as well as thermal emission from the sky. ;ndase of BHR71 there
were residual OH emission at about 10-15% of the peaknténsity in all spectra.
It is probably due to the rapid sky variation. To remove this,identified a range of
spatial positions within each slit with little or noHémission, and subtracted it from
the rest. This completely removed any residual OH emission.

For BHR137 photometric and spectral calibrations werequeréd each night
with stars from the Hipparchos catalogue. For BHR71 no altsatalibration has
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HH 321 A

Figure 6.1: Finding chart for BHR71 showing continuum-sabted H emission
from the «=1-0 S(1) line. The four dierent slit positions are marked with black
lines. Each image measures 15452’ and North is up, East is left.

been performed. To measure the line brightness we have &tell spectral line
with a Gaussian which is then integrated.

6.2 H,line results

In BHR71 we detect Blin four different places: HH321A, close to IRS 1, north of
IRS 1 and HH320A (see Fig. 6.1). In the following we will reterthese knots of
excitation as 1, 2, 3 and 4 respectively. In BHR137 we disc@venots of excited
H, which we will refer to as A and B respectively (see Fig. 6.2¢sRlts for BHR71
and BHR137 will be dealt with individually and compared tate
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0 -20 -40
Figure 6.2: Finding chart for BHR137 showing continuum+satted H emission
from the \=1-0 S(1) line. The slit position is marked by the two whiteckn The
IRAS source is marked by the red rectangle and the erroisellip shown. The white
square shows the 1.3 mm-source (Reipurth et al. 1996). Sed-aj. 1.13.

6.2.1 BHR71

In Fig. 6.3 we show a profile of%1-0 S(1) emission through the centre slit. Here
we identify three of the four knots of emission discussedvabin the fourth slit we
identify a single knot of H emission coincident with HH320A (not shown here).

To improve the @ ratio we integrate the emission over each knot. The regylti
spectrum for knot 1 is shown in Fig. 6.4 where we detect tairteb lines. We do
not consider the KHQ-branch longwards of 2.4m even though some of these lines
are strong. In general the lines are blended. This is edpetiae for the v=1-0
Q(1) and Q(2) lines. Here we do not make an attempt to deblemntirtes. Moreover
the Q-lines may dtier from strong atmospheric absorption (Livingston & Wadac
1991).

The v=1-0 S(2) and S(3) lines and=2-1 S(4) may also gter from atmospheric
absorption. However all of these lines are strong in oursped his implies that the
absorption is probably not strong which is probably becahedines are Doppler-
shifted out of atmospheric absorption features. Since difigcult to quantify the
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Figure 6.3: Spatial distribution of Hv=1-0 S(1) emission in BHR71 as observed
through the centre slitin Fig. 6.1. In red is HH321A (knotyigl/low shows emission
associated with IRS 1 (knot 2) and in blue is emission locatath of IRS 1 (knot
3). The abscissa is in arcseconds whith the zero point sitaaily. The ordinate is
for v=1-0 S(1) emission in arbitrary units.

amount of absorption—if any—we will consider the interestifrom these lines as
lower limits.

Because of the proximity of three of the slits, we choose &raye the intensity
for each knot. Results are shown in Table 6.1 where the iitiensre given with
respect to thex1-0 S(1) line. Uncertainties quoted in this Table areuhcertainties.

In Fig. 6.5 we plot log(column density per sublevel) vs. tipper level energy
in a socalled excitation or Boltzmann diagram. Any signifiicdeviation of the or-
thg/para ratio from its statistical value of 3 would appear as sati@gnment of the
ortho and para data points in the Boltzmann diagrams. Nodeciation is observed
and we conclude that the ortipara ratio is 3.

If the gas is excited at a single temperature, a straightdarebe fitted through
the data points. This is the case for the four knots we haverebd. This is in
contrast to the results of Giannini et al. (2004), where teroperatures are needed.
However, they find that the second temperature is neededngies higher than
~15000 K (the 3 and 4 upper levels) where we have no data points. The arcitat
temperatures they find for HH320A and HH321A (see Table &:&)sanificantly
higher than our results. Our results are obtained by integraver the entire region
of each excitation knot. The same was done by Giannini eR8D4, T. Giannini
private communication). If we perform the same analysiggrating the emission
in the 5 pixels surrounding the peaks of HH320A and HH321A wd &xcitation
temperatures of 21580 K and 240@40 K respectively. In the case of HH321A



140 VLT/ISAAC observations of BHR71 and BHR137

)

OO o = = N

R R R, SR 7 SRV} »» » oo

o — O — o — o — — CCO O

LTl TL T Lo ImT

1.0[0 i N | | T i ';‘M

o | o | | ;! | “\‘

- r | o | | ! | “‘\
0 08~ | Lo | I | : I o —

= i | b | | b | “\\

> L I - | : b : ‘:u
g 061 T I B 1l R

2 B (. | ! ‘ : ‘ !

L | |
2041 : : : | : ! | | : _
2 L I | ‘ b ! i R
8 | | I | : ! : | ]
£ 02F | ! ; ‘ 1 n .
| | ! I
0.0 " WL R

1.9 2.0 2.1 2.2 2.3 2.4 2.5

Wavelength (micron)

Figure 6.4: K-band spectrum of knot 1, BHR71. DetectedliHes are marked.
Intensity is in arbitrary units.

there is now some agreement between the results, but for Bi82 find that the
excitation temperature actually drops. The reason forighisiknown at present.

6.2.2 BHR137

The first thing to be noticed is that the two excitation knétand B are less extended
and much fainter than the excitation knots in BHR71. In Fi§.\8e show the spatial
extent of the two knots as observed through the distribuion=1-0 S(1) emission.
As before, to improve the/S ratio we integrate all the emission from each knot. The
region over which we integrate is marked in Fig. 6.6. In Fi@s. and 6.8 we show
the resultingKk- and H-band spectra of knot A, respectively. In total we detect ten
H> lines, not counting the Q-branch ang1+0 S(8) and S(9) even though they are
marked on the figures. Furthermore we detect three [FekElin

The observed line intensities are listed in Table 6.2. Hexdist absolute as well
as relative brightness to the=¢-0 S(1) line. Uncertainties listed are-1In Fig. 6.9
we display Boltzmann diagrams for knots A and B.

We find no deviation from the equilibrium value of the ortbara ratio of 3. We
also find that it is possible to fit the data points in the Bolmm diagram with a
single line. As stated above, this may be because we are abingrthe highly
excited =3 gas. The excitation temperature of knots A and B is ¥#80K and
180060 K respectively. This is the excitation temperature ferentire knots A and
B. If we just focus on the peak of emission, the excitationgerature in knot A rises
to 218Q:110 K while it remains at 18Q070 K in knot B.
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Table 6.1: Results for knots 1-4 in BHR71. All line interssstiare given with respect
to the \=1-0 S(1) intensity. The errors given are.1A long line (—) indicates no
detection. Finally we list the excitation temperature agwigd from the Boltzmann
plots (see Fig. 6.5) withdl errors. For comparison we list the excitation temperature
determined by Giannini et al. (2004).

Knot 1 Knot 2 Knot 3 Knot 4
Line (HH321A) (HH320A)
v=1-0 S(3) 0.69€2.5%) 0.39£24%) 0.77£3.5%) 0.92£3.0%)
v=2-1 S(4) 0.015£26%) — 0.062£17%) 0.043£20%)
v=1-0 S(2) 0.32£2.9%) 0.25£16%) 0.30£3.5%) 0.354£3.2%)
v=2-1 S(3) 0.11£5.0%) 0.19£18%) 0.094£6.7%) 0.12£6.0%)
v=1-0 S(1) 1.0 1.0 1.0 1.0
v=2-1 S(2) 0.053£14%) 0.069£52%) 0.026£23%) 0.029£15%)
v=1-0 S(0) 0.21£4.9%) 0.30£13%) 0.22£3.0%) 0.21£4.5%)
v=2-1 S(1) 0.090£4.1%)  0.13£30%)  0.12£5.0%) 0.104£2.9%)
v=2-1 S(0) 0.032£26%) 0.065£40%) — 0.013£22%)
Tex (K), average 220630 250@-150 219@-30 223@30
Tex (K), peak 240840 215@-30
Tex (K)
Giannini et al. 2548110 314G-140

6.3 Interpretation and discussion

In the following we will be interpreting the emission from B1 and BHR137 in
terms of shock models. As for OMC1 we will be using the resgiten in Chapter
2. It is possible that the PAH abundance is much lower than MCQ. In cold
dark clouds PAH emission features tend to disappear, whasholeen interpreted as
the PAHs are adsorbing onto dust grains (e.g. Abergel etQdl52and references
therein). Observations of PAH emission has not been madiaése two particular
clouds, and we adopt the PAH abundance of OMC1.

We will be using the relative Kline brightness as constraints in the case of
BHR71 and the absolute Hand [Fell] line brightness for BHR137. We will not
be using the size as a constraint. The reason for this isetiat though the knots
appear to be spatially resolved, we do not know their exaentation with repsect
to the slit position. The shock width is only a valid consttaivhen measured along
the line of motion and the shock is moving close to the planbe®tky, as was done
in the previous Chapter 5.

For both BHR71 and 137 we will begin with a short discussiorthef interpre-
tations that can be made just by looking at the results. Thenvill perform ay?
analysis to determine the best fit models and discuss results
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Figure 6.5: Boltzmann diagram for the four knots of emissdaentified. Red is knot
1 (HH321A), yellow is knot 2, blue is knot 3 and green is knotHHB20A). Ir
error bars are shown as vertical lines. The lines show thefligbrough the data.
The corresponding excitation temperature is given in Téhle Results have been
displaced vertically by 5 so as to better show them.

6.3.1 BHR71

Giannini et al. (2004) detect no [Fell] emission from theflow in BHR71. As
they note, the visual extinction is low2 mag and so the non-detection is probably
not due to extinction. Therefore the shock waves are mostylikot dissociative
(see Sect. 2.2.2), that is;hHs not dissociated. Even though we are not considering
the width as a constraint, from images of BHR71 (e.g. Fig.o8.Bourke 2001) it
appears that the shock width is resolved inside the slit, iasoriented. If the width

is resolved the shock is most likely not a pure J-type shdakaly be a J-type shock
with a magnetic precursor as proposed by Giannini et al.4p@afis cannot be ruled
out at this stage.

We perform the y? analysis as described previously by calculating
Y2 = %Z (X"bffw for each model. The results for knots 1-3 are listed in Table
6.3. For all knots we find that the best-fit initial orfpara ratio is 3.

From our analysis it appears that HH320A (knot 4) is quitéedént from the
three other knots. It was not possible to determine a besofilainwith any degree of
confidence. The model in our grid that came closest was aeldlgpck withb=0.1,
ny=10" cm3 andus=19 km s1. The initial orthgpara ratio was 0.01. Unfortunately
we have to exclude this model based on physical reasons. rEsbqek density is
so high that model results are no longer to be trusted, asishsd in Sect. 2.1.1.
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Figure 6.6: Spatial distribution of H/=1-0 S(1) emission in BHR137. In red is knot
A, yellow shows emission associated with knot B. The abacissn arcseconds.
The zero point has been set arbitrarily. The ordinate is fat-0 S(1) emission in

arbitrary units.
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Figure 6.7: K-band spectrum of knot A, BHR137. DetectedliHes are marked.
Intensity is in arbitrary units.
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Figure 6.8: H-band spectrum of knot A, BHR137. We show thatiot) of several
H, and [Fell] lines. Intensity is in arbitrary units.

If we are to reproduce the observations it is necessary talttype shock models
with a magnetic precursor. We ran the same model as propos&lamnini et al.
(2004) with a preshock density of 48m~3, shock velocity of 41 kmg, b equal to

1 and truncated the shock at 475 years. We confirm the predgctf Giannini et al.
and conclude that a J-type shock with magnetic precursapdepes observations
much better. We have not calculated here a grid of J-typekshadth magnetic
precursors and therefore we can not say whether there arelsnatiich reproduce
observations even better. It is not possible to say whetlar shocks would be better
at reproducing the observations of the other knots.

For the other knots, it appears that knots 1 and 3 are simnilaaiure. This is not
surprising as they are located on either side of the outflawcsy and thus probably
have a common point of origin. In both cases the magnetic feelgery high, of
the order of~1.5-2.0 mGauss. We predict that the width of thedrhitting zone is
~1350 AU and 1700 in knot 1 and 3, respectively. The corresipgnlife times are
~250 years in both cases.

An interesting point is, that in both knots the maximum kioéemperature is
predicted to be-800-850 K. This is lower than the threshold fdfigent para- to
ortho-H, conversion (see Sect. 2.2.2). But in both cases the inittabpara ratio
is predicted to be 3, which is in agreement with both our olme@ns and those
of Giannini et al. (2004). This indicates that the preshoak fas probably been
shocked before, which is expected from the maps of BHR71donre.g. Bourke
(2001) and our Fig. 6.1. Here it is clear that HH321A is trajlibehind HH321B.
Thus HH321B has probably already shocked the ambient medinthHH321A is
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Table 6.2: Results for knots A and B in BHR137 in H- and K-bafiblsolute bright-
ness is given in units of 1® Wni 2 srl. Relative brightness is given with respect
to the w=1-0 S(1) line. Errors given ares] relative errors are given in percent. A
long line (—) indicates no detection. Finally we list the gation temperature as
obtained from the Boltzmann plots (see Fig. 6.5) wishelrrors.

Absolute brightness Relative brightness

Line Knot A Knot B Knot A Knot B
v=1-0 S(3) 1835 2028 0.93¢4.1%) 0.94£5.8%)
v=1-0 S(2) 83.#4.6 78.:4.3 0.43(6.3%) 0.3647.0%)
v=2-1 S(3) 11.61.6 5.94:1.95 0.059£13.9%) 0.028£33.2%)
v=1-0 S(1) 19%6 215+9 1.0 1.0
v=2-1 S(2) 6.1%:1.79 — 0.031£29.4%) —
v=1-0 S(0) 52.23.8 59.:2.9 0.277.8%) 0.28£6.6%)
v=2-1 S(1) 29.22.8 24.6:35 0.15610.1%) 0.11£15.1%)
v=1-0 Q(1) 20216 26125 1.03&8.5%) 1.22410.7%)
v=1-0 Q(3) 79.510.3 10213  0.40613.2%) 0.47£13.8%)
v=1-0 Q(4) 31.214.4 62.%27.7 0.16£46.1%) 0.29£44.7%)
[Fell] 1.534um 1.170.96 — 0.006£81.8%) —
[Fell] 1.600um 2.920.94 —  0.015£32.4%) —
[Fell] 1.644um  39.23.2 44.12.3 0.20£8.6%) 0.206£6.8
v=1-0 S(10) 1.9%0.96 — 0.010£48.7%) —
v=1-0 S(7) 26.#2.6 25.A&1.3 0.1364£10.1%) 0.12£6.8%)
v=1-0 S(6) 8.751.70 16.43.0 0.045£19.7%) 0.076£18.5%)
Tex (K), aver. 196@80 180G-60

Tex (K), peak 2184110 180@-70

propagating through the postshock gas of HH31B.

6.3.2 BHR137

In the case of BHR137 we detect [Fell] emission in both kndtgs implies that at
least part of the objects are subject to dissociative shigdes Sect. 2.2.2). As in
the case of BHR71 we can not at this stage say whether the slaoelpure J-type
shocks or whether they are J-type shocks with magnetic persi

However the excitation temperature is quite low, in bothtkribis below~2000
K. This is not consistent with a pure J-type shock, where dogtation temperature
is higher usually.

As before we do g2 analysis on all lines, including the [Fell] lines. The bét-
models are listed in Table 6.4. All in all the results are netysatisfactory ag? is
very large, and in the case of knot A, the valueba$ at the edge of the grid. There
is only one shock model that reproduces the observationsaf R at the &r-level.
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Figure 6.9: Boltzmann diagram for the two knots of emissaentified. Red is knot
A, yellow is knot B. Vertical lines showd errors. The lines show the best fit through
the data. The corresponding excitation temperature isigivdable 6.2. Results for
knot B have been displaced vertically by 5.

Table 6.3: Best fit model results for knots 1-3 in BHR71. Caerfice intervals are
given in parentheses.

Shock Knot 1 Knot 2 Knot 3
Parameters (HH321A)

ny (cm™3)  5x10* (5x10°-5x10%) 5x10° (10°-10') 5x10% (5x10°-5x10%)

vs (kms™) 32 (32-40) 18 (10-36) 36 (25-40)
b 7.0 (7.0-10.0) 5.5(1.0-10.0) 8.5 (4.5-10.0)

Furthermore, we did not expect the shocks to be purely C-jjmeks with a high
value ofb. None of the shocks considered here are dissociative shabtkstried
redoing they? analysis without the [Fell] lines but results did not change

We tried just looking at J-type shocks, but found thaincreased by more than
an order of magnitude. The conclusion is that we are probsdilyg a J-type shock
with a magnetic precursor as in the case of BHR71, knot 4. Therkission would
primarily be generated in the magnetic precursor, wheteagRell] emission would
be caused by the dissociative J-type shock.

To run a truncated C-type shock model, it is necessary toifgpecthe models
when to truncate the C-type shock and let a J-type shock dlewélop. One method
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Table 6.4: Best fit model results for knots A and B in BHR137nfitence intervals
are given in parentheses.

Shock

Parameters Knot A Knot B
ny (cm™3)  5x10° (10°-5x10°) 10% (10°-10%)
vs (kms™) 36 (36-49) 47 (47-47)
b 9.5(9.5-10.0) 4.0(4.0-4.0)

for estimating the truncation time is by calculating the aymcal age of the system.
However in this case neither the shock velocity nor the distgo the outflow source
are known. In fact the outflow source is not known, althougbratbably originates

from either the BHR137 molecular core itself or the IRAS 1748405 source (see
finding chart, Fig. 6.2). For the moment we do not pursue thysfarther.

6.4 Conclusion

We have here identified four knots of emission in the BHR7flontand two knots
in the BHR137 outflow. This is the first time that pure émission has been detected
from BHR137. For all knots we are able to fit a single excitatiemperature to the
observations. Excitation temperatures are in the rangel800-2500 K.

For knots 1-3 in BHR71 we are able to reproduce the obsenstigth C-type
shock models. We find that densities are of the ordendf® cm™3 and shock ve-
locities are~30-35 km st. For knot 4 (HH320A) we confirm the results of Giannini
et al. (2004) that the shock is a J-type shock with a magnegicupsor.

For knots A and B in the BHR137 outflow we are not able to repcedobser-
vations satisfactory with neither pure C- nor pure J-typeckhmodels. The shocks
are probably truncated C-type shocks as in the case of knotBHR71. This is
supported by the fact that we observe [Fell] emission whictypically observed
in dissociative J-type shocks. However the émission appears to be generated in
a soft C-type shock, which explains the low excitation terapges. We conclude
that the shock causing the emission in BHR137 is probablyype-shock with a
magnetic precursor.






Observations of N159-5, VLT/NACO

In this Chapter | will describe observations performed iriéber 2004 of the massive
star forming region N159-5 in the Large Magellanic Cloud.s@tvations were made
using the spectral capabilities of NACO on the ESO-VLT, UTdhave not been
involved in taking the data, nor the initial data reductiody work was centered
on reducing theK-band part of the spectra and extracting information on the H
emission lines found in the spectra and the analysis therEofthermore | have
been responsable for the proposed morphology of the objbis.also makes up my
contribution to Publication 11, Testor et al. (2007).

First |1 will describe the observations and data reductiomerT | will describe
how | have extracted the Hine brightness before interpreting the results. Finally |
will compare the observations of this active massive stamiiog region with another
massive star forming region, OMC1.

7.1 Observations and data reduction

Long-slit K- andH-band spectra of N159-5 were obtained on the night of October
10, 2004 using the ESO-VLT, UT4 equipped with the NACO adegptiptics system
and infrared camera. Furthermog band images of N159-5 were obtained on the
nights of October 8 and December 4, 2004. For spectroscap$®d camera mode
was used, whereas for imaging both the S54 and S27 camerasmede used. The
resulting pixel scales are 52.74 maigel and 26.37 mapixel respectively. This
corresponds to 13 mpc and 6.6 mpc at the adopted distance kjcio N159-5
(Cole 1998).

The object itself was used as a reference object for lockieghO system. The
magnitude iKs = 14.30 mag (Meynadier et al. 2004). The atmospheric comwitio
were photometric and the seeing in the visible was8 for all observations. With
the AO correction the resulting spatial resolution is of tnder of~0/11-@'22. In
Fig. 7.1 we provide a finding chart of the region obtained flamKs band imaging.

For spectroscopy the SHK mode was used. Thus the waveleagyge covered
is 1.3-2.6um. A slit width of 176 mas was chosen. The position angle ofsiite
is 130.3 and is displayed on Fig. 7.1. The spectral resolutior560. As before
the pixel scale in the spatial direction is 52.74 ypasl whereas in the wavelength
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Figure 7.1: Finding chart for N159-5 showings Kand emission obtained with the
S27 camera. Stars detected are marked with numbers. THEBEGx B! ) contains
the HEB N159-5. The small inset C’(34x1’34) contains the central star #2-55.
The location of the slit (a) used in the spectroscopic modeisated by a solid line.
Total field size is 269x 23’ 8 corresponding to 7 pe pc.

direction it is 1.94 nnfpixel. A total of twenty exposures were taken, each with
an integration time of 200 seconds. The exposure time wasecheo as to take
into account the sky background, in particular OH emissiweh thermal emission as
discussed previously in Sect. 6.1. A star with similar asswas observed in order
to remove telluric absorption features. No absolute catibn has been performed.
Data reduction of the spectra were performed in the standaydand consists of
dark subtraction and flat-fielding followed by sky subtranti We also smoothed the
image in the spatial direction by applying a boxcar of widthplxels. This degraded
the spatial resolution ta/@5. We show an example of such a spectrum in Fig. 7.2.

7.2 H,line results
The first thing to do is find the spatial distribution o£1-0 S(1) emission as was

done for BHR71 and BHR137. The distribution is shown in Fig With respect to
star #2-55 located at 080M4%45; —6944'37/42, (J2000). Star #2-55 is thought to
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Figure 7.2: Example of H- and K-band spectrum of N159-5. #wit intensity
are arbitrary. Identified lines are marked. Br indicate thadRett series and Pa
is Paschenm.

be one of the main exciting sources (see below, Sect. 7.3)atMms in H, emission
is also present in Krabbe et al. (1991), who imaged the reigitihe H, v=1-0 S(1)
line at a subarcsecond spatial resolution.

We identify four regions of K emission: North-west of star #2-11 (BB"5338;
—-694443'82; J2000), South-east and North-west of star #2-55 andhSzast of
star #2-91 (0B40"3%80; —6944'33/00; J2000). We name these regions 11NW,
55SE, 55NW and 91SE respectively. As before we integrate aemission in
each zone of emission to improve the signal-to-noise ratid=ig. 7.2 we show the
integrated spectrum of zone 55NW as an illustrative exampleis spectrum has
been integrated over 30 pixels. The widths of the four zome0&85 pc, 0.60 pc,
0.20 pc and 0.40 pc respectively.

We note that the spectrum shown in Fig. 7.2 is dominated byiatand ionic
line emission and very few Hines are detected. This is typical for an HII region.
The H, lines that we do detect are the1-0 S(1), v1-0 S(0) and ¥2-1 S(1) lines.
The v=1-0 S(2) and ¥1-0 S(3) lines are also detected, but they are so close taogstro
atomic lines (B and Hel, respectively) that we cannot determine their sitgn
Furthermore the bIQ-branch is discovered, but the individual lines are vegnidied.

The v=1-0 S(1) line is also blended with a Hel line. In order to obtane
intensities we have fitted gaussian functions to each ofweines and integrated
the result. We have then subtracted the gaussian fit fromlescto ensure that we
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Figure 7.3: Spatial distribution

of Hy v=1-0 S(1) emission. Co-

ordinates are given with respect

ool 1 1 1 1 1 1 ] to star #2-55. Error bars arerl

8 6 4 2 o -2 -4 - Datapoints with more than 50%
Offset / arcsec relative error have been rejected.

1-0 S(1) / arb. units

v=

Table 7.1: Integrated emission from the four zones 11INWEBFESNW and 91SE
identified in Fig. 7.3. Errors arevl Brightness is given with respect to thei+0
S(1) line. A long line (—) indicates no detection.

Line A 11INW 55SE S5NW 91SE
(um)

v=1-0S(1) 2.121 1.00 1.00 1.00 1.00

v=1-0S(0) 2.223 0.8#0.35 0.860.26 0.820.32 —

v=2-1S(1) 2.247 — 0.980.29" 0.55:0.47 0.640.27

a This line profile is significantly broader than other line fies, and this value
should only be taken as an upper limit.

have reproduced the line intensity.

None of the lines are atmospherically absorbed. We havetedogpVs, of
235 kms? (Johansson et al. 1998) and this does not Doppler-shift attyedines
into significant absorption features (Livingston & Wallel@91).

In Table 7.1 we list the intensities of the threglithes. Only around star #2-55 do
we detect all three lines although the2+1 S(1) line profile is-50% broader in 55SE
than other line profiles. Typically the FWHM of the line preflin this region is-3
pixels whereas the FWHM of the=2-1 S(1) line is~4 pixels. Therefore there may
be some contribution from another line or a bad pixel whichhaee not successfully
removed. Inspecting the spectrum by hand did not reveahamyunusual.

7.3 Exciting source

This section is a shortened version of Sect. 3.3 in Testdr @@07) where the nature
of the ionizing source in N159-5 is discussed. | have not earived in this work
at all, but | refer to it for completeness and because it isirtgmt for our analysis of
the H, emission in the following section.
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From the spectrum of #2-55 a BHel(2.112um) line ratio of ~0.04 is found.
According to Hanson et al. (2002) this indicates that therkigion could be created
by a single O7V star or hotter. The Hell(2.185) absorption line is not detected.
Neither is the NIII(2.115%m) line. This implies that the spectral type of the star is
later than O08 (Bik et al. 2005). Star #2-55 is therefore classified as Y8V.

The radio spectral type of the ionizing source is classifie®d or O5 (Martin-
Hernandez et al. 2005; Indebetouw et al. 2004, respec}ivélyis is hotter than the
spectral type of #2-55 and the conclusion is that more thanstar is responsible
for the ionization. When integrating emission over the sté2-66, 71 and 75 a
Bry/Hel(2.112um) line ratio of~0.035 is measured. This strengthens the conclusion
that there are other massive stars which contribute to thization (Hanson et al.
2002).

7.4 Interpretation and discussion

In the following we will briefly go through what can be learnfsdm the observed
line emissions in terms of shock- and PDR-excitation. FORBBve will be using
the “Meudon PDR code” (Le Petit et al. 2006) and for shock nsde will be using
the one described in (Flower & Pineau des Foréts 2003) angt€ha.

In the following we briefly summarize what can be learnt frdma bbserved line
ratios, independent of models:

e The +=1-0 S(0) emission is-0.85 in the three regions where it is detected,
which is comparable to thea1-0 S(1) emission. This indicates that the para-
H> line v=1-0 S(0) is stronger than what would be expected based orspiure
statistics where a value closer+@.2 would be expected (see Sect. 4.1). This
under-population of the ortho-state-Y, J=3 indicates that the orthpara ratio
is probably lower than the high temperature equilibriunmueadf 3.

e The v=2-1 S(1) emission shows a value-dd.6 typical of PDRs (Le Petit et al.
2006). The resulting excitation temperature-8700 K (see Eqgn. 5.1.2). This
value is dificult to model with shock models (see below) indicating that a
least the three regions where2-1 S(1) emission is detected are PDRs.

The excitation mechanism is very likely a PDR and not shookstfe following
reasons: The width of each region is very large, indicativag if the excitation mech-
anism was a shock then it would have to be a magnetic C-typeksiather than a
non-magnetic J-type shock. However to create widths of teraf 0.5 pc it is nec-
essary to have a high magnetic field or very low preshock tensi shock models
the magnetic field is assumed to be frozen into the preshcelapa flux density of
b x [ny(cm™3)]Y2 uGauss. If a C-type shock were to be responsible for the obderv
width b would have to be greater than 10. This would however prodowevhlues
of the relative brightness of=2-1 S(1) £0.2). The relative #1-0 S(0) brightness
predicted by the models would be lower than 0.3. None of tipeedictions are in
agreement with observations.
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The relative brightness ofa2-1 S(1) has classically been used to discriminate
between shocks and PDRs. Here we find that the relative bheghtis~0.6 which
is easily reproduced by PDR models (Le Petit et al. 2006). mh& obstacle of
fitting the observed brightness with PDR models is the hidatixe brightness of
the v=1-0 S(0) para line. This could be explained by a value of tlileggpara ratio
being lower than the high temperature equilibrium value .of @~ orthgpara ratios
are not uncommon in PDRs and have been observed previouglyQlerysostomou
et al. 1993; Habart et al. 2003).

Using the relative brightness oF=2-1 S(1) it may be possible to estimate the
density using the “Meudon PDR Model” (Le Petit et al. 2006heTbest fit models
have a density 0k10° cm3 independent of the incident radiation field. Without
further observational constraints it is not possible toitlithe density further. This
may be compared with the density found in for example N88tteToHEB in the
SMC. Here it was found from observations of severallides that the density is
10° cm3 (Testor et al. 2005). We cannot rule out that the density ifBNg is
different from 18 cm=3.

With the PDR model we may predict that the+0 S(1) absolute brightness is
less than~2.5x10® Wm~2sr1, again independent of incident radiation field. In
N88 the absolute1-0 S(1) brightness is 408 Wm=2sr! (Testor et al. 2005).

If this is compared to the PDR models the density should béeforder of a few
times 18 cm3, although the authors argue that it must be several ordersaghi-
tude lower. However their argument is based primarily oe latios and they do not
use the absolute brightness very much.

If the H, data in Testor et al. (2005) are re-analysed in the frameefiteudon
PDR code”, | find that the density is indeed a few times &8 3. This result is
consistent with the absolute=t-0 S(1) brightness and the line ratio c£i~0 S(1)
and the following lines: ®#1-0 S(3), «+1-0 S(2), w2-1 S(3), =2-1 S(2) and ¥2-

1 S(1). As for object N159-5 it is not possible to reproduce ¥1-0 S(0)/ v=1-0
S(1) line ratio. The conclusion is therefore, that the digriniN88 has probably been
underestimated, at least if one is to trust the results fiwarfMeudon PDR model”.

7.5 Morphological model and comparison with galactic
objects

N159-5 have been observed by the Hubble Space Telescope iRlatHine by
Heydari-Malayeri et al. (1999). In Fig. 7.4 we show the Emission along with
Ks emission in a colour-composite image. On this image we disws3 cm radio
contours from Indebetouw et al. (2004)at¢mission is seen in two wings. For this
reason the nebula is sometimes referred to as the “Papi(tmniterfly) nebula. The
overall diameter is of the order ef5” corresponding te-1.3 pc.

In the Ks band the eastern wing is all but invisible and only the westeing
is prominent. The central star #2-55 is very faint i Hut in Kg it is one of the
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Figure 7.4: Colour-composite image of N159-5 I8 shown in red and Kemission
is shown in blue. Overlaid are 3 cm radio contours (Indebetetial. 2004). The

size of the field is 132x 13’2 or~3.3x3.3 pc.

brightest stars. In the western wing we discover a very cainpembedded stellar
cluster, which is illustrated in Fig. 7.1 by Box A.

The 3 cm continuum emmision (Indebetouw et al. 2004) is Extain top of the
western emission wing. We find that the peak emission ¢fd@rd Hel(2.113um)
lines are superposed on the position of the peak of the radission, characteristic
of HIl regions.

The above mentioned properties are very similar to the tjalabject SH2 269
(Sharpless 1959) located at a distance ®kpc (Heydari-Malayeri et al. 1982). The
size of SH2 269 and N159-5 are similarl(.2 pc) and SH2 269 also consists of two
lobes of Hr emission (Heydari-Malayeri et al. 1982). It also containseanbedded
cluster observed at NIR wavelengths (Eiroa & Casali 1993)e $tellar density is
higher in the western wing (Eiroa & Casali 1995; Jiang et 803). They are also
very similar to OMC1, which we will discuss in more detail metfollowing.



156 Observations of N159-5, VLT/NACO

We propose the following model of the N159-5 region. Ovettad structure is
comparable to the Orion region (O’Dell 2001), where young €&s (in OMCL1
the Trapezium cluster) form at the edge of the molecularctlolihe massive stars
irradiate the parent molecular cloud creating the *veil’la’ of ionized material in
front of the molecular cloud. The surface of the underlyinglecular cloud will be
lit up by the massive stars and a blister of ionized gas wiltisated.

The stars that are currently forming inside the moleculaudlare all deeply
embedded and only observable in the mid infrared or at longeelengths (Beuther
et al. 2004). In the Orion nebula this is observed in a facgemwmetry.

We therefore propose that the N159-5 region is similar toQnien Nebula with
the main diterence being, that we are seing the nebula in an edge-on ¢gpowen-
pared to Orion. In this scenario the eastern lobe @fdrission (no infrared counter-
part) would correspond to the Orion lid, and the western lstiee molecular cloud
itself. We also note that for such a distant object it is n@silale to resolve the knots
of shocked gas that we are observing in OMCL1.

This also matches our spectroscopic data in which the s traough the central
exciting source of the nebula at a position angle of 130The brightest part of the
PDR is seen just NW of star #2-55, while the PDR SE of star #&-&%ore elongated
and not as bright. This would be true if the PDR to the SE is dkestsse than that to
the NW given that they are both exposed to the same radiagéh fi

7.6 Conclusion

We have isolated Femission from this object over almost the entire length ef th
slit. The emission may readily be reproduced by PDR modekr@ds shock models
prove inadequate. We find that to reproduce the observédlvS(1)/ v=1-0 S(1)
line emission the density should be less thah df—2 independent of the incident
radiation field. It is necessary to have further observati@onstraints in order to
determine the density more accurately.

We also propose that the nature of this object is very sind@MC1, only it is
observed in a dierent geometry. Here we would be observing it edge-on coaapar
to the face-on geometry of OMCL. Since this object190 times more distant than
OMC1 we do not resolve any individual shocks but only seedlggel scale structure.

Clearly more work needs to be done on this object. This iregudbtaining
spectra that are absolutely calibrated and preferrablyorgdr exposure times to
obtain more H lines.



Conclusions and outlook

The work performed during this thesis has served two purpoBést of all it has
served to quantify physical conditions in active star fargnregion, second of all it
has served to better understand the excitation mechanisistsi forming regions,
in particular interstellar shock waves. In this Chapter Il Wiiefly recapitulate the
results and conclusions of the thesis, and | will give anio@tbf where to go from
here.

8.1 Conclusions

8.1.1 Shock models

To analyse observations and gain a better understandingook physics, a large
grid of shock models was run. Through analysis of this grid jtossible to make a
number of predictions such as the width of shocks, the gptra ratio in shocks as
a function of shock temperature, [Fell] emission is a cledidator of a dissociative
shock, etc. Model results and predictions are being prejdaregublication now and
will be a valuable tool when interpreting observations.

We have implemented methods for validating model resul$h by testing if
results are un-physical or if results show large discrefganwith respect to neigh-
bouring results. It is quite possible that we have not detkatl possible criteria for
filtering model results yet.

Model result extraction and result verification are now audited processes.
Running a large grid is therefore only a question of comptitee. In the future
it will still be necessary to run grids, both as the model islated, but also to im-
prove the resolution locally in the existing grid.

The model results should not be seen as the absolute andriitial There are
several shortcomings to the model, some of which are relatigtraight-forward
to solve, while others are not ready to be implemented yet.th®flatter, the 1D
geometry is one the most important shortcomings.

157
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8.1.2 OMC1

Most of the work | have done during my three years has beereczhion OMCL1.
Therefore | will here provide a more detailed summary, faogdirst on the difer-
ences between the two sets of observations from the CFHT &amdIWill then go
through some of the more important results from the two ddsasefore commenting
on the development that has taken place in this thesis frorahtddk models to 2D
and 3D models.

Two datasets — two results

There are dterences between the absolute brightness of #ie® S(1) line in the
two datasets, but as it turned out, thedelences may be attributed tdi@irences in
spatial resolution. The spatial resolution in the CFHT dsiteDd’ 40 while it is~0/15
in the VLT data.

However, the two datasets are not in agreement with eaahwttierespect to the
ratio between the two lines21-0 S(1) and ¥1-0 S(0), Ro. In particular the ratio
in region West is two times higher in the VLT data than in theHJFdata, although
when plotting the absolute=1-0 S(1) brightness as a function of Rhe appearance
is qualitatively similar in the two sets of observationsregion North the appearance
is not similar and neither is the range of ratios coveredt &fahis is due to the fact
that the location of region North in the CFHT data is not thmeas in the VLT data,
but this cannot be the entire explanation.

At a first glance it would seem evident that the VLT data areevamrcurate than
the CFHT data due to a higher spatial resolution and a highesitvity. But as was
shown, there are also some problems with the line rajigifRthe VLT data. At the
moment | have not found the reason for thestedences, and | hesitate in concluding
that one dataset is more correct than the other.

The fact remains that the VLT data have a better spatial wéeal and higher
sensitivity. Therefore it is likely that there is a problenitiwthe CFHT data, but
without a more detailed analysis it is not possible to qu the moment.

Analysis of large scales using the CFHT data

For OMC1 we performed an analysis of the large scale strastuilhis was done
based on the CFHT data of the1-0 S(1) and ¥1-0 S(0) H rovibrational transi-
tions. We identified four classes of emission associatel thitee dfferent spatial
regions of OMCL1. For each of these classes we identified arahgossible shock
velocities, preshock densities and initial orbara ratios for two dferent values
of the magnetic scaling factds, Shock velocities are in the range of-440 km s,
We showed that the preshock density is high, on average bath@-10" cm 3. We
showed that at if a scale size 91000 AU was adopted as the typical size of objects,
then their mass is below the Jeans mass. This would implythieabutflow in the
BN-KL nebula is not generating a new wave of star formaticoulgh compression
of the ambient medium.
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Analysis of individual objects observed by the VLT

The VLT observations of the=1-0 S(0), w1-0 S(1) and ¥2-1 S(1) H transitions
have a spatial resolutiorf 05, that is a factor of-34 better than the CFHT data. With
these data it is possible to resolve the shock width of indisl bow shocks south-
west of BN providing a very strong argument that shocks heeeGitype shocks
rather than J-type shocks.

We have developped a new method for reproducing obsergatdindividual
bow shocks, by cutting the bow shock into a number of quasiglparallel shocks,
something which has not been done before. This method ismiptapplicable to
bow shocks but to almost any type of shock, as long as the shooving relatively
close to the plane of the sky and appears filamentary. By waxaifple, we have
chosen one object in OMC1 where we apply this method. Thecobjas chosen be-
cause of a well-defined bow-shaped morphology and becaisselatively isolated.
Unfortunately the object is not moving in the plane of the $kit at an angle of40°.

It was not possible to find an object that showed both a weikkdd morphology and
moving in the plane of the sky.

For the analysis of this object we use the shock width as aaressonal con-
straints on models, something which has not been done b&fbeemodels reproduc-
ing the observations predict the shock velocity. This is/vdose to the measured
object velocity, which could indicate that the shocks aresed by bullets moving
into the ambient medium. Further evidence is needed befaféng this conclusion.
One way of determining if this is true could be to plot the dymeal age of objects
in this region as a function of distance to the launching cbjdf the age is con-
stant, then it would imply that the objects are launchedestime time and are most
likely bullets. To prove this hypothesis it is necessary rialgse the radial velocity
data from Nissen et al. (2007) and the proper motion data ffamingham (2006),
which have not been made publically available yet, and whethas not provided
us with.

We have developped a 3D bow shock model. We have used thétlpzstmeters
of our 2D modelling as input parameters for this 3D model,unfortunately the 3D
model, with this particular set of input parameters, do mgroduce observations
well. More iterations are clearly needed.

Model development

As this work has developped from first analysing large scadpgrties of OMC1 to
analysing individual objects observed at high spatial ltégm, so the methods of
analysis have also developped. Beginning with the stantlarchodel the methods
for reproducing observations have become more and morastimatted. The first is
the development of the 2D model where we cut a bow shock in setgand assume
that each segment may be reproduced by a 1D model. We hadateala posteori
that this method may be used if the shock is moving relaticge to the plane of
the sky, i.e. within~50°.
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We have developped a 3D model and we are currently tryingpimdeice obser-
vations of our example bow shock with this model. So far ohbyfirst iteration has
been made, and more work is surely needed.

In general 1D models are best at reproducing large scale@isms where the
geometry is not well-defined or if a shock is moving along the bf sight. 2D mod-
els excel in reproducing shocks where the structure is m@éintary and where
the shock is moving close to the plane of the sky. If the olbget bow shock then
the 3D model is better suited. This is true even if the bow kheenoving close to
the plane of the sky since line-of-sighftects are implicitly taken into account. As
shown here, for a bow shock moving close to the plane of theiskgn be a good
idea to start with a 2D model and let the model results proaigaitial guess for the
bow parameters. Later it is then necessary to refine thissgues

8.1.3 BHR71 and BHR137

The outflows from the two Bok globules BHR71 and BHR137 prowexte dificult

to model than the objects in OMCL1. In the case of BHR71 we wieleeta reproduce
observations and predict preshock densitiesxf@® cm3 and shock velocities of
the order of 30-40 km3. The magnetic field is very strong with a value of 1.5-2.0
mGauss. For BHR137 it was not possible to reproduce obsengatvith steady state
shock models. blemission tend to favour a C-type component of the shock while
[Fell] emission clearly favours a J-type component. Thisdasistent truncated C-
type shock, which is not included in the grid of models.

8.1.4 N159-5

For the extra-galactic compact HIl region and high exaiatlob, N159-5 in LMC,
we conclude that shocks are not the main excitation meamanistead H emission
is generated by a powerful PDR generated by one or more @-8#r determine that
the density is of the order of or less thar® dn—2 almost independent of the incident
radiation field. It is possible that some of the emission isegated by shocks, but
at the distance of N159-5 it is not possible to resolve imtliai shocks. Finally we
propose that the object is comparable to OMC1.

8.2 Outlook

In many ways this thesis has only begun to show the way forduaork. With re-
spect to OMC1 this includes 2D modelling in a systematic wlaypare objects, both
bow shaped but also of more irregular morphology. With thghtgpatial resolution
VLT data it should be possible to model individual shock veasehigher precision
than before and in this way it will be possible to map, for epenthe preshock
density as obtained from this modelling.
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Regarding 3D bow shock models it is necessary to furtheredfie modelling
of bow shocks. One way of doing this is to let a computer atborioptimize the
results and do the refinement automatically. This work hadagun yet.

So far observations have been made of hot, rovibrationaitjted H. To com-
pletement these observations it would be desirable to vbsearm, rotationally ex-
cited H by using the Spitzer Space Telescope. Other molecular sinoérs, such
as SiO, would also complement these observations. Anofi@oach would be to
do integral field spectroscopy in the NIR of a number of bowcglso This can be
done using e.g. Sinfoni at the ESO-VLT. The advantage woald belatively high
spatial resolution and full spectral coverage in each appixel.

To improve modelling of BHR71 and BHR137 it will be necessarycomple-
ment the grid of shock models with models of non-steady sfateks, or truncated
C-type shocks. It is not feasible to run a grid of these shoagksadding another free
input parameter would dramatically increase computaiioe t However it should be
possible to use the preshock condition estimates of stdatly & and C-type shock
modelling to obtain a first guess, and then proceed with nterations from there.
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Legends for figures

For most of the Chapters | have tried to keep the legends ofignees consistent
throughout, and here | provide a list of these legends.

Chapter 2

Preshock density:
10* cm3: Red
10° cm3: Blue
10° cm3: Green
10" cm 3

Chapter 5

v=1-0 S(1) emission: Black
v=1-0 S(0) emissionRed
v=2-1 S(1) emissionBlue

Chapter 6

BHR71:

Knot 1: Red
Knot 2:

Knot 3: Blue
Knot 4: Green

BHR137:

Knot A: Red
Knot B:
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Model input and outputs

In the following we list some of the input and output from thedrl. We have chosen
a C-type shock with velocity 10 kn¥, preshock density Tocm3, b=1.0 and initial
orthgpara ratio of 3.0 as arepresentative shock.

We show the input file used to generate this shock. Here a nuofipéysical
parameters are defined as described in Chapter 2.

In Table B.1 we list the species found in the model along withinitial abun-
dances for the representative model.

Then we list the 1040 chemical reactions used in the model.

In Table B.2 we list the dierent fine-structure and meta-stable transitions that
are recorded in the model. These include primarily [Fellgfstructure lines.

The recorded Hlline brightness are listed in Table B.3 sorted by wavelength
band. B lines are recorded for each of the J-, H- and K-bands in the nea
infrared part of the spectrum and the wavelength range veddyy the Spitzer
Space Telescope.
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166 Model input and outputs

An example of the input file used to generate a C-type shodk shibck velocity
10 km s, preshock density facm™3, b=1.0 and initial orthgpara ratio of 3.0

I---- shock parameters ------—--—-—-——-——---

C ! shock type : 'C’ or ’]’, Steady state : ’S’

3 ! Nfluids : 1, 2 ou 3

1.0 ! Bbeta -> Bfield = Bbeta * sqrt(nH)

10 I Vs -> shock speed (km/s)

1.0e3 ! Vn - Vi initial (cm s-1)

3.0 ! op_H2 -> initial H2 ortho/para ratio (999.9 -> ETL)
10.0 ! T(n,i,e) -> initial gas temperature (K)

1.0D4 I nH_init -> initial value for n(H)+2.0 n(H2)+n(H+) (cm-3)
15 | Tgrains -> initial grain temperature (K)

0 ! Cool_KN -> 1: Kaufman & Neufeld cooling

l-——— environment --------——---—————“——— -

5.0D-17 | Zeta -> cosmic ray ionization rate (s-1)

0.D0 ! RAD -> flux radiation (multiplicative factor)

0.D0 I Av -> initial extinction (magnitudes)

!---- numerical parameters ---------——-—--———————————————————

10000 | Nstep_max -> max number of integration steps

5 ! Nstep_w -> number of steps between 2 outputs

100 ! NH2_lev -> Number of H2 levels included

150 ! NH2_lines_out -> Max number of H2 lines in output file
BOTH ! H_H2_flag -> H-H2 collisions : DRF, MM or BOTH

1 ! iforH2 -> Formation on grain model (1, 2, 3, 4)

2 ! ikinH2 -> Kinetic energy of H2 newly formed (1, 2)
1.0D11 ! XLL -> caracteristic viscous length (cm)

1.00D-7 ! Eps_V -> precision of computation

1.00D8 ! time] -> shock age (years)

1.00D8 ! duration_max -> max. shock duration (years)

1 ! Force_I_C -> 1: Force Ion Conservation

!---- output specifications --------——----—-— -

FD ! species: 'AD’ (cm-3), ’'CD’ (cm-2) or ’'FD’ (n(x)/nH)
AD ! H2 levels: ’AD’ (cm-3), 'CD’ (cm-2) or ’ln(N/g)’
integrated ! H2 lines: ’local’ (erg/s/cm3) or ’integrated’ (erg/s/cm2/sr)

INTEGER :: iforH2 = 1 ! Flag : H2 formation on grains
! 0: 1/3 of 4.4781 eV in internal energy
(=> 17249 K) (Allen, 1999)
! 1: Proportional to Boltzman Distrib
at 17249 K
! 2: Dissociation limit: v = 14, J = 0,1
(4.4781 eV)
! 3:v=6,1=0,1
! 4: fraction = relative populations at t,
initialised as H2_lev%density
and changed during integration
INTEGER :: ikinH2 = 2 ! Flag : H2 formation energy released
kinetic energy
! 1: 0.5 * (4.4781 - internal)
! 2: Inf(1.4927 eV, 4.4781 - internal)
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Table B.1: Initial species abundances in a C-type shock meitle vs=10 km s*,

ny=10" cnT3, b=1.0 and initial orthgpara ratio equal to 3.0. Numbers in parentheses

are powers of 10. One asterisk (*) indicates that the spédsiésund in the grain
mantle, two asterisks (**) that it is found in the grain core.

Species  Abundance Species Abundance Species Abundance
1 H 1.45¢-00) | 47 Mg 1.00(-12)| 93 N* 9.84(-07)
2 H 5.00¢+03) | 48 Fe 1.46(-03)] 94 NH* 1.79(-10)
3 He 1.00¢03) | 49 GssHis 9.71(-03)| 95 NH; 6.69(-09)
4 C 6.94(-03)| 50 G 1.00(-12) | 96 NH; 1.48(-06)
5 CH 1.04(-04)| 51 Gy 6.14(-07) | 97 NH; 8.84(-06)
6 CH 4.00(-04) | 52 H,O* 1.03+00) | 98 CNf 1.62(-11)
7 CHs 3.73(-06) | 53 CO* 8.27(-02)| 99 GN* 6.51(-07)
8 CH, 1.48(-04) | 54 CQO* 1.34(-01) | 100 HCN 3.53(-10)
9 O 2.24(-01)| 55 CH* 1.55(-02) | 101 H,CN* 1.38(-05)
10 O 9.78(-02) | 56  NHsz* 1.55(-01) | 102 HNC* 1.49(-07)
11 OH 1.23(-03)| 57 CHOH* 1.86(-01) | 103 N; 1.72(-10)
12 H0 5.58(-03)| 58 H,CO* 6.20(-02) | 104 N,H* 1.40(-05)
13 CO 8.12(-01)| 59 HCGOH* 7.24(-02) | 105 NO 8.01(-07)
14 CQ 2.97(-04) | 60 OCS* 2.07(-03)| 106 HNO 8.09(-08)
15 G 3.88(-05) | 61 H,S* 3.72(-03)| 107 S 3.01(-04)
16 GH 1.28(-05) | 62 O** 1.40(+00) | 108 SH 5.14(-05)
17 GH, 1.02(-06) | 63  Si** 3.37(-01) | 109 H,S* 1.56(-07)
18 G 7.25(-10) | 64 Mg** 3.70(-01) | 110 HS* 4.20(-07)
19 GH 5.40(-09) | 65 Fe** 3.23(-01)| 111 cCS 2.42(-10)
20 GH; 4.44(-08) | 66 C** 1.63(+00) | 112 HCS 1.03(-06)
21 CHOH 1.00(-12)| 67 H* 4.78(-05) | 113 SO 1.38(-05)
22 HCO 1.00(-12)| 68 Hj 2.29(-08) | 114 HSO 1.09(-07)
23 HCQH 1.00(-12) | 69 H} 8.51(-05) | 115 HSQ 5.84(-08)
24 N 1.06(-01)| 70 He 8.79(-06) | 116 HOCS 6.10(-10)
25 NH 1.11(-03)| 71 C 2.23(-05) | 117 Si 6.74(-15)
26 NH, 1.73(-02) | 72 CH* 3.95(-10) | 118 SiH 3.13(-17)
27 NH; 5.31(-03)| 73 CH; 7.09(-10) | 119 SiH; 1.02(-17)
28 CN 1.63(-03)| 74 CH; 2.78(-06) | 120 SiH; 4.33(-20)
29 HCN 1.98(-03)| 75 CH; 5.68(-11) | 121 SiH; 1.00(-20)
30 HNC 2.65(-03)| 76 CH 5.32(-08) | 122 SiH 1.00(-20)
31 N 251(-01)| 77 OF 8.37(-10) | 123 SiO 1.45(-18)
32 NO 6.52(-04)| 78 O 8.82(-06) | 124 SiOH 1.28(-14)
33 S 1.45(-01)| 79 OH 3.48(-09) | 125 Fe 3.57(-06)
34 SH 2.02(-04)| 80 H,O" 4.80(-09) | 126  GHig 5.41(-06)
35 HS 151(-04)| 81 HO* 1.02(-05) | 127 G, 4.12(-08)
36 CS 8.60(-04)| 82 CO 2.14(-10) | 128 C, 1.00(-12)
37 SO 1.42(-04)| 83 HCO 1.49(-04) | 129 GuH, 2.90(-04)
38 SO 1.87(-04) | 84 HCG 1.46(-07)| 130 G, 5.50(-08)
39 OCs 1.80(-07)| 85 G, 1.09(-12)| 131 G, 1.00(-12)
40 Si 1.94(-13)| 86 GH* 156(-12) | 132 €
41 SiH 5.61(-17)| 87 GH; 3.21(-08) | 133 Grain
42 SiH, 3.45(-19) | 88 GH; 7.25(-09) | 134 Photon
43 SiH 1.00(-20)| 89 G 1.91(-13)| 135 CRP
44  SiH, 1.00(-20) | 90 GH* 1.52(-11) | 136 Sec. Photon
45 SiO 1.44(-11)| 91 GH; 1.21(-11)
46 SIQ 4.28(-13) | 92 GH3 6.61(-10)
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The chgpmi_cal reactions taken into account in the modeR is Ior re-

actants andP is for products. In general the reaction rate Is calculated a
gamma*EXP(-beta/T) *(T/300) **alpha
! R1 R2 P1 P2 P3 P4 gamma alpha beta
S,
H +H =H2 8.14D-17 0.5
IONIZ H +ELECTR =H+ ELECTR ELECTR 9.20D-10 0.5 157890.0
IONIZ H2 +ELECTR =H2+ ELECTR ELECTR 1.40D-09 0.5 179160.0
IONIZ H +H+ =H+ H+ ELECTR 1.30D-13 0.5 157890.0
IONIZ H +H3+ =H3+ H+ ELECTR 1.30D-13 0.5 157890.0
IONIZ H +He+ =He+ H+ ELECTR 1.30D-13 0.5 157890.0
IONIZ H +H30+ =H30+ H+ ELECTR 1.30D-13 0.5 157890.0
IONIZ H +H3S+ =H3S+ H+ ELECTR 1.30D-13 0.5 157890.0
IONIZ H +HCO+ =HCO+ H+ ELECTR 1.30D-13 0.5 157890.0
IONIZ H +Fe+ =Fe+ H+ ELECTR 1.30D-13 0.5 157890.0
IONIZ H +NH3+ =NH3+ H+ ELECTR 1.30D-13 0.5 157890.0
IONIZ H +NH4+ =NH4+ H+ ELECTR 1.30D-13 0.5 157890.0
IONIZ H +S+ =S+ H+ ELECTR 1.30D-13 0.5 157890.0
IONIZ H +Si0OH+ =SiOH+ H+ ELECTR 1.30D-13 0.5 157890.0
IONIZ H +02+ =02+ H+ ELECTR 1.30D-13 0.5 157890.0
IONIZ H2 +H+ =H+ H2+ ELECTR 1.10D-13 0.5 179160.0
IONIZ H2 +H3+ =H3+ H2+ ELECTR 1.10D-13 0.5 179160.0
IONIZ H2 +He+ =He+ H2+ ELECTR 1.10D-13 0.5 179160.0
IONIZ H2 +H30+ =H30+ H2+ ELECTR 1.10D-13 0.5 179160.0
IONIZ H2 +H3S+ =H3S+ H2+ ELECTR 1.10D-13 0.5 179160.0
IONIZ H2 +HCO+ =HCO+ H2+ ELECTR 1.10D-13 0.5 179160.0
IONIZ H2 +Fe+ =Fe+ H2+ ELECTR 1.10D-13 0.5 179160.0
IONIZ H2 +NH3+ =NH3+ H2+ ELECTR 1.10D-13 0.5 179160.0
IONIZ H2 +NH4+ =NH4+ H2+ ELECTR 1.10D-13 0.5 179160.0
IONIZ H2 +S+ =S+ H2+ ELECTR 1.10D-13 0.5 179160.0
IONIZ H2 +SiOH+ =SiOH+ H2+ ELECTR 1.10D-13 0.5 179160.0
IONIZ H2 +02+ =02+ H2+ ELECTR 1.10D-13 0.5 179160.0
IONIZ He +H+ =H+ He+ ELECTR 1.10D-13 0.5 285328.0
IONIZ He +H3+ =H3+ He+ ELECTR 1.10D-13 0.5 285328.0
IONIZ He +He+ =He+ He+ ELECTR 1.10D-13 0.5 285328.0
IONIZ He +H30+ =H30+ He+ ELECTR 1.10D-13 0.5 285328.0
IONIZ He +H3S+ =H3S+ He+ ELECTR 1.10D-13 0.5 285328.0
IONIZ He +HCO+ =HCO+ He+ ELECTR 1.10D-13 0.5 285328.0
IONIZ He +Fe+ =Fe+ He+ ELECTR 1.10D-13 0.5 285328.0
IONIZ He +NH3+ =NH3+ He+ ELECTR 1.10D-13 0.5 285328.0
IONIZ He +NH4+ =NH4+ He+ ELECTR 1.10D-13 0.5 285328.0
IONIZ He +S+ =S+ He+ ELECTR 1.10D-13 0.5 285328.0
IONIZ He +SiOH+ =SiOH+ He+ ELECTR 1.10D-13 0.5 285328.0
IONIZ He +02+ =02+ He+ ELECTR 1.10D-13 0.5 285328.0
DISSO H2 +ELECTR =ELECTR H H 2.00D-09 0.5 116300.0
DISSO H2 +H =H H H 1.00D-10 0.0 52000.0
DISSO H2 +He =He H H 1.00D-11 0.0 52000.0
DISSO H2 +H2 =H2 H H 1.25D-11 0.0 52000.0
DISSO H2 +H+ =H+ H H 3.00D-11 0.5 52000.0
DISSO H2 +H3+ =H3+ H H 3.00D-11 0.5 52000.0
DISSO H2 +He+ =He+ H H 3.00D-11 0.5 52000.0
DISSO H2 +H30+ =H30+ H H 3.00D-11 0.5 52000.0
DISSO H2 +H3S+ =H3S+ H H 3.00D-11 0.5 52000.0
DISSO H2 +HCO+ =HCO+ H H 3.00D-11 0.5 52000.0
DISSO H2 +Fe+ =Fe+ H H 3.00D-11 0.5 52000.0
DISSO H2 +NH3+ =NH3+ H H 3.00D-11 0.5 52000.0
DISSO H2 +NH4+ =NH4+ H H 3.00D-11 0.5 52000.0
DISSO H2 +S+ =S+ H H 3.00D-11 0.5 52000.0
DISSO H2 +SiOH+ =SiOH+ H H 3.00D-11 0.5 52000.0
DISSO H2 +02+ =02+ H H 3.00D-11 0.5 52000.0
C54H18 +ELECTR =C54H18- PHOTON 1.00D-07 0.00 0.0
C54H18++ELECTR =C54H18 PHOTON 3.30D-06 -.50 0.0
C54H18++C54H18-=C54H18 C54H18 3.00D-09 -.50 0.0
C54H18-+H+ =C54H18 H 7.50D-08 -.50 0.0
C54H18-+H3+ =C54H18 H2 H 2.20D-08 -.50 0.0
C54H18-+H3+ =C54H18 H H H 2.20D-08 -.50 0.0
C54H18-+He+ =C54H18 He 3.80D-08 -.50 0.0
C54H18-+C+ =C54H18 C 2.20D-08 -.50 0.0
C54H18-+H30+ =C54H18 H20 H 1.70D-08 -.50 0.0
C54H18-+H3S+ =C54H18 H2S H 1.30D-08 -.50 0.0
C54H18-+NH4+ =C54H18 NH3 H 1.80D-08 -.50 0.0
C54H18-+HCO+ =C54H18 CO H 1.40D-08 -.50 0.0
C54H18-+HCS+ =C54H18 CS H 1.10D-08 -.50 0.0
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C2H2  +SECPHO =C2H2+ ELECTR 2.62D+03 0.00 140000.0
c3 +SECPHO =C2 C 2.24D+03 0.00 140000.0
C3H +SECPHO =C3 H 8.16D+03 0.00 140000.0
C3H2  +SECPHO =C3H H 8.16D+03 0.00 140000.0
Co +SECPHO =C 0 6.80D+02 1.20 140000.0
0 +H2 =0H H 1.55D-13 2.80 2980.0
Co +H =0H C 1.16D-10 0.50 77700.0
02 +H =0H 0 1.63D-09 -.90 8750.0
OH +H =0 H2 7.00D-14 2.80 1950.0
OH +H2 =H20 H 9.54D-13 2.00 1490.0
H20 +H =0H H2 5.24D-12 1.90 9265.0
C +H2 =CH H 1.16D-09 0.50 14100.0
C +H =CH PHOTON 1.00D-17 0.00 0.0
CH +H2 =CH2 H 2.38D-10 0.00 1760.0
CH2 +H2 =CH3 H 5.18D-11 0.17 6400.0
CH3 +H2 =CH4 H 3.00D-10 0.00 5460.0
Cc2 +H2 =C2H H 1.60D-10 0.00 1419.0
C2H +H2 =C2H2 H 1.14D-11 0.00 950.0
CH +H = H2 1.16D-09 0.50 2200.0
CH2 +H =CH H2 4.70D-10 0.00 370.0
CH3 +H =CH2 H2 5.18D-11 0.17 5600.0
CH4 +H =CH3 H2 3.00D-10 0.00 6560.0
02 +C =CO 0 3.30D-11 0.50 0.0
OH +CO =C02 H 4.40D-13 -1.15 390.0
OH +C =C0 H 3.10D-11 -.36 0.0
OH +0 =02 H 3.10D-11 -.36 0.0
CH +0 =HCO+ ELECTR 2.40D-14 0.50 0.0
CH +0 =CO H 9.50D-11 0.50 0.0
CH2 +0 =CO H H 2.00D-11 0.50 0.0
CH3 +0 =C0 H2 H 1.80D-10 0.50 0.0
Cc2 +0 =C0 C 5.00D-11 0.50 0.0
C2H +0 =CO CH 1.00D-10 0.00 250.0
3 +0 =CO Cc2 5.00D-11 0.50 0.0
C3H +0 =C2H co 5.00D-11 0.50 0.0
C3H2 +0 =C2H2 Co 5.00D-11 0.50 0.0
C+ +H =CH+ PHOTON 7.00D-17 0.00 0.0
C+ +H2 =CH2+ PHOTON 5.00D-16 0.00 0.0
C+ +H2 =CH+ H 1.50D-10 0.00 4640.0
CH+ +H =C+ H2 1.50D-10 0.00 0.0
CH+ +H2 =CH2+ H 1.20D-09 0.00 0.0
CH2+ +H =CH+ H2 1.20D-09 0.00 2700.0
CH2+  +H2 =CH3+ H 7.00D-10 0.00 0.0
CH3+ +H =CH2+ H2 7.00D-10 0.00 10560.0
CH3+ +H2 =CH5+ PHOTON 6.00D-15 0.00 0.0
CH3+  +H2 =CH4+ H 2.00D-10 0.00 32500.0
CH4+ +H =CH3+ H2 2.00D-10 0.00 0.0
CH4+  +H2 =CH5+ H 4.00D-11 0.00 0.0
CH5+ +H =CH4+ H2 4.00D-11 0.00 2200.0
H+ +ELECTR =H PHOTON 2.90D-12 -.74 0.0
H2+ +ELECTR =H H 1.60D-08 -.43 0.0
He+ +ELECTR =He PHOTON 4.50D-12 -.67 0.0
H3+ +ELECTR =H2 H 1.50D-07 -.50 0.0
C+ +ELECTR = PHOTON 4.40D-12 -.61 0.0
CH+ +ELECTR =C H 1.50D-07 -.42 0.0
CH2+ +ELECTR =C H2 1.25D-07 -.50 0.0
CH2+  +ELECTR =CH H 1.25D-07 -.50 0.0
CH3+  +ELECTR =CH2 H 1.75D-07 -.50 0.0
CH3+ +ELECTR =CH H2 1.75D-07 -.50 0.0
CH4+ +ELECTR =CH3 H 3.00D-07 -.50

CH4+ +ELECTR =CH2 H H 3.00D-07 -.50

CH5+  +ELECTR =CH H2 H2 8.75D-08 -.30 0.0
CH5+  +ELECTR =CH2 H2 H 8.75D-08 -.30 0.0
CH5+ +ELECTR =CH3 H2 8.75D-08 -.30 0.0
CH5+ +ELECTR =CH4 H 8.75D-08 -.30 0.0
H+ +H2 =H2+ H 6.40D-10 0.00 21300.0
H2+ +H =H+ H2 6.40D-10 0.00 0.0
H2+ +H2 =H3+ H 2.16D-09 0.00 0.0
H3+ +H =H2+ H2 2.16D-09 0.00 20000.0
H+ +0 =0+ H 6.00D-10 0.00 227.0
H+ +0H =0H+ H 2.10D-09 0.00 0.0
H+ +02 =02+ H 1.20D-09 0.00 0.0
H+ +H20 =H20+ H 8.20D-09 0.00 0.0
H+ +CH =CH+ H 1.90D-09 0.00 0.0
H+ +CH2 =CH+ H2 1.40D-09 0.00 0.0
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172 Model input and outputs
H30+ +ELECTR =H20 H 4.55D-07 -.50 0.0
CH3+ +0 =HCO+ H2 3.10D-10 0.00 0.0
CH3+ +0 =H3+ co 1.30D-11 0.00 0.0
CH5+ +0 =H30+ CH2 2.16D-10 0.00 0.0
CH5+ +CO =HCO+ CH4 9.90D-10 0.00 0.0
CH5+  +H20 =H30+ CH4 3.70D-09 0.00 0.0
COo+ +H2 =HCO+ H 1.30D-09 0.00 0.0
COo+ +H =H+ co 7.50D-10 0.00 0.0
HCO+ +H =COo+ H2 1.30D-09 0.00 24500.0
HCO+ +C =CH+ co 1.10D-09 0.00 0.0
HCO+  +CH =CH2+ co 6.30D-10 0.00 0.0
HCO+  +CH2 =CH3+ Cco 8.60D-10 0.00 0.0
HCO+  +CH3 =CH4+ co 1.40D-09 0.00 9060.0
HCO+  +CH4 =CH5+ co 9.90D-10 0.00 4920.0
HCO+  +H20 =H30+ («] 2.50D-09 0.00 0.0
HCO+  +02 =HC02+ O 1.00D-09 0.00 1450.0
HCO2+ +0 =HCO+ 02 1.00D-09 0.00 0.0
HCO+  +OH =HCO02+ H 1.00D-09 0.00 0.0
HCO2+ +H =HCO+ OH 1.00D-09 0.00 7500.0
HCO2+ +CO =HCO+ C0o2 1.00D-09 0.00 0.0
HCO+  +C02 =HC02+ CO 1.00D-09 0.00 5000.0
HCO2+ +CH4 =CH5+ C0o2 7.80D-10 0.00 0.0
COo+ +ELECTR =C 0 1.00D-07 -.46 0.0
HCO+  +ELECTR =CO H 2.40D-07 -.69 0.0
HCO2+ +ELECTR =C02 H 2.24D-07 -.50 0.0
HCO2+ +ELECTR =CO OH 1.16D-07 -.50 0.0
C2+ +H2 =C2H+ H 1.40D-09 0.00 0.0
C2+ +H2 =H+ C2H 1.50D-09 0.00 1260.0
C2H+  +H2 =C2H2+ H 1.70D-09 0.00 0.0
C2H2+ +H2 =C2H3+ H 5.00D-10 ©0.00 800.0
C2+ +ELECTR =C C 3.00D-07 -.50 0.0
C2H+  +ELECTR =C2 H 1.35D-07 -.50 0.0
C2H+  +ELECTR =CH C 1.35D-07 -.50 0.0
C2H2+ +ELECTR =C2H H 1.50D-07 -.50 0.0
C2H2+ +ELECTR =CH CH 1.50D-07 -.50 0.0
C2H3+ +ELECTR =C2H H2 1.35D-07 -.50 0.0
C2H3+ +ELECTR =CH2 CH 1.35D-07 -.50 0.0
C2H3+ +ELECTR =C2H2 H 3.00D-08 -.50 0.0
C3+ +H2 =C3H+ H 3.00D-10 ©0.00 0.0
C3H+  +H2 =C3H2+ H 1.00D-09 0.00 500.0
C3H+ +H2 =C3H3+ PHOTON 3.00D-13 -1.0 0.0
C3H2+ +H2 =C3H3+ H 1.00D-10 0.00 2000.0
C3+ +ELECTR =C2 C 3.00D-07 -.50 0.0
C3H+ +ELECTR =C2 CH 1.50D-07 -.50 0.0
C3H+ +ELECTR =C2H C 1.50D-07 -.50 0.0
C3H2+ +ELECTR =C3H H 1.50D-07 -.50 0.0
C3H2+ +ELECTR =C2H CH 1.50D-07 -.50 0.0
C3H3+ +ELECTR =C3H2 H 1.50D-07 -.50 0.0
C3H3+ +ELECTR =C2H2 CH 1.50D-07 -.50 0.0
H+ +C2 =C2+ H 3.10D-09 ©0.00 0.0
H+ +C2H =C2+ H2 1.50D-09 0.00 0.0
H+ +C2H =C2H+ H 1.50D-09 0.00 0.0
H+ +C2H2  =C2H+ H2 2.00D-09 0.00 0.0
H+ +C2H2  =C2H2+ H 2.00D-09 0.00 0.0
H+ +C3H =C3+ H2 2.00D-09 0.00 0.0
H+ +C3H =C3H+ H 2.00D-09 0.00 0.0
H+ +C3H2  =C3H+ H2 2.00D-09 0.00 0.0
H+ +C3H2 =C3H2+ H 2.00D-09 0.00 0.0
He+ +C2H =C+ CH He 5.10D-10 0.00 0.0
He+ +C2H =CH+ C He 5.10D-10 0.00 0.0
He+ +C2H =C2+ H He 5.10D-10 0.00 0.0
He+ +C2H2  =CH+ CH He 7.70D-10 0.00 0.0
He+ +C2H2  =C2+ H2 He 1.61D-09 0.00 0.0
He+ +C2H2  =C2H+ H He 8.75D-10 0.00 0.0
He+ +C2H2  =C2H2+ He 2.45D-10 0.00 0.0
He+ +C3H =C3+ H He 2.00D-09 0.00 0.0
He+ +C3H2  =C3H+ H He 1.00D-09 0.00 0.0
He+ +C3H2  =C3+ H2 He 1.00D-09 0.00 0.0
H3+ +C2H =C2H2+ H2 1.70D-09 0.00 0.0
H3+ +C2H2  =C2H3+ H2 2.90D-09 0.00 0.0
H3+ +C3H =C3H2+ H2 2.00D-09 0.00 0.0
H3+ +C3H2  =C3H3+ H2 2.00D-09 0.00 0.0
C+ +C2H =C3+ H 1.00D-09 0.00 0.0
C+ +C2H2  =C3H+ H 2.20D-09 0.00 0.0
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174 Model input and outputs

N2H+ H N2+ H2 2.16D-09 0.00 30300.0
N2H+ H2 H3+ N2 1.80D-09 0.00 8300.0
H+ HNC H+ HCN 1.00D-09 0.00 0.0
H+ HCN H+ HNC 1.00D-09 0.00 7850.0
H+ NH NH+ H 2.16D-09 0.00 0.0
H+ NH2 NH2+ H 2.90D-09 0.00 0.0
H+ NH3 NH3+ H 5.20D-09 0.00 0.0
H+ CN CN+ H 2.16D-09 0.00 6150.0
H+ HCN HCN+ H 1.10D-08 0.00 0.0
H+ NO NO+ H 1.90D-09 0.00 0.0
He+ NH N+ H He 1.10D-09 0.00 0.0
He+ NH2 NH+ H He 8.00D-10 0.00 0.0
He+ NH2 N+ H2 He 8.00D-10 0.00 0.0
He+ NH3 NH3+ He 2.64D-10 0.00 0.0
He+ NH3 NH2+ H He 1.76D-09 0.00 0.0
He+ NH3 NH+ H2 He 1.76D-10 0.00 0.0
He+ cN C+ N He 8.80D-10 0.00 0.0
He+ CN N+ C He 8.80D-10 0.00 0.0
He+ HCN CN+ H He 1.46D-09 0.00 0.0
He+ HCN CH+ N He 6.20D-10 0.00 0.0
He+ HCN C+ NH He 7.75D-10 0.00 0.0
He+ HCN N+ CH He 2.48D-10 0.00 0.0
He+ HNC CN+ H He 1.55D-09 0.00 0.0
He+ HNC C+ NH He 1.55D-09 0.00 0.0
He+ N2 N+ N He 7.92D-10 0.00 0.0
He+ N2 N2+ He 4.08D-10 0.00 0.0
He+ NO N+ 0 He 1.38D-09 0.00 0.0
He+ NO 0+ N He 2.24D-10 0.00 0.0
H3+ NH NH2+ H2 1.30D-09 0.00 0.0
H3+ NH2 NH3+ H2 1.80D-09 0.00 0.0
H3+ NH3 NH4+ H2 9.10D-09 0.00 0.0
H3+ N NH2+ H 4.50D-10 0.00 0.0
H3+ CN HCN+ H2 1.00D-09 0.00 0.0
H3+ CN H2CN+ H 1.00D-09 0.00 0.0
H3+ HCN H2CN+  H2 9.50D-09 0.00 0.0
H3+ HNC H2CN+  H2 9.50D-09 0.00 0.0
H3+ N2 N2H+ H2 1.30D-09 0.00 0.0
H3+ NO HNO+ H2 1.10D-09 0.00 0.0
H30+ NH3 NH4+ H20 2.20D-09 0.00 0.0
H30+ CN H2CN+  OH 4.50D-09 0.00 0.0
H30+ HCN H2CN+ H20 4.50D-09 0.00 0.0
H2CN+  H20 H30+ HCN 4.50D-09 0.00 2460.0
H30+ HNC H2CN+  H20 4.50D-09 0.00 0.0
H2CN+  H20 H30+ HNC 4.50D-09 0.00 10300.0
HCO+ NH NH2+ co 6.40D-10 0.00 0.0
NH2+ Co HCO+ NH 6.40D-10 0.00 6100.0
HCO+ NH2 NH3+ (€] 8.90D-10 0.00 0.0
HCO+ NH3 NH4+ (€] 1.90D-09 0.00 0.0
HCO+ HCN H2CN+  CO 3.70D-09 0.00 0.0
HCO+ HNC H2CN+  CO 3.70D-09 0.00 0.0
HCO2+ NO HNO+ Co2 1.00D-10 0.00 0.0
C+ NH CN+ H 7.80D-10 0.00 0.0
C+ NH2 HCN+ 1.10D-09 0.00 0.0
C+ NH3 NH3+ C 5.29D-10 ©0.00 0.0
C+ NH3 H2NC+ H 7.80D-10 0.00 0.0
C+ NH3 H2CN+ H 7.80D-10 0.00 0.0
C+ NH3 HCN+ H2 2.08D-10 0.00 0.0
C+ HCN C2N+ H 3.40D-09 0.00 0.0
C+ HNC C2N+ H 3.40D-09 0.00 0.0
C+ NO NO+ C 3.40D-09 0.00 0.0
C+ NO N+ (€] 9.02D-10 0.00 0.0
N+ Co C+ NO 9.02D-10 0.00 15400.0
02+ N NO+ [0] 7.84D-11 0.00 0.0
02+ NH3 NH3+ 02 2.00D-09 0.00 0.0
02+ NO NO+ 02 4.40D-10 0.00 0.0
CH2+ N HCN+ H 9.40D-10 0.00 0.0
C2H+ N C2N+ H 8.30D-10 0.00 0.0
CH3+ N HCN+ H2 6.70D-11 0.00 0.0
CH3+ N H2CN+ H 6.70D-11 0.00 0.0
C2H2+ N CH+ HCN 2.50D-11 0.00 0.0
C2H2+ N CH+ HNC 2.50D-11 0.00 2600.0
C2H2+ N C2N+ H2 2.25D-10 0.00 0.0
N+ 02 02+ N 2.81D-10 0.00 0.0
N+ 02 NO+ [0] 2.37D-10 0.00 0.0
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176 Model input and outputs
CH +S =SH C 1.73D-11 0.50 4000.0
OH +S =S0 H 1.00D-10 0.00 100.0
SH +C =CS H 2.00D-11 0.00 0.0
SH +C =CH S 1.20D-11 0.58 5880.0
SH +CO =0CS H 5.95D-14 1.12 8330.0
S+ +H2 =SH+ H 2.20D-10 0.00 9860.0
SH+ +H2 =H2S+ H 1.90D-10 0.00 8500.0
SH+ +H2 =H3S+ PHOTON 1.00D-15 0.00 0.0
H2S+  +H2 =H3S+ H 1.40D-11 0.00 2300.0
CS+ +H2 =HCS+ H 4.80D-10 0.00 0.0
SH+ +H =S+ H2 1.10D-10 0.00 0.0
H2S+ +H =SH+ H2 2.00D-10 0.00 0.0
H3S+ +H =H2S+ H2 6.00D-11 0.00 0.0
SO+ +H =S+ OH 6.10D-10 0.00 11385.0
H+ +S =S+ H 1.00D-15 0.00 0.0
H+ +SH =SH+ H 1.60D-09 0.00 0.0
H+ +SH =S+ H2 1.60D-09 0.00 0.0
H+ +H2S =H2S+ H 7.60D-09 0.00 0.0
H+ +CS =CS+ H 4.90D-09 0.00 0.0
H+ +S0 =S0+ H 3.20D-09 0.00 0.0
H+ +0CS =SH+ co 5.90D-09 0.00 0.0
H3+ +S =SH+ H2 2.60D-09 0.00 0.0
H3+ +SH =H2S+ H2 1.90D-09 0.00 0.0
H3+ +H2S =H3S+ H2 3.70D-09 0.00 0.0
H3+ +CS =HCS+ H2 2.90D-09 0.00 0.0
H3+ +S0 =HSO+ H2 1.90D-09 0.00 0.0
H3+ +S02 =HS02+ H2 1.30D-09 0.00 0.0
H3+ +0CS =HOCS+ H2 1.90D-09 0.00 0.0
He+ +SH =S+ H He 1.70D-09 0.00 0.0
He+ +H2S =S+ H2 He 3.60D-09 0.00 0.0
He+ +H2S =SH+ H He 4.80D-10 0.00 0.0
He+ +H2S =H2S+ He 3.160D-10 0.00 0.0
He+ +CS =C+ S He 1.30D-09 0.00 0.0
He+ +CS =S+ C He 1.30D-09 0.00 0.0
He+ +S0 =0+ S He 8.30D-10 0.00 0.0
He+ +S0 =S+ 0 He 8.30D-10 0.00 0.0
He+ +0CS =CS+ 0 He 7.60D-10 0.00 0.0
He+ +0CS =S+ co He 7.60D-10 0.00 0.0
He+ +0CS =CO+ S He 7.60D-10 0.00 0.0
He+ +0CS =0+ cs He 7.60D-11 0.00 0.0
He+ +S02 =S+ 02 He 8.60D-10 0.00 0.0
He+ +S02 =S0+ 0 He 3.44D-09 0.00 0.0
C+ +S =S+ C 1.50D-09 0.00 0.0
C+ +SH =CS+ H 1.10D-09 0.00 0.0
C+ +H2S =HCS+ H 1.28D-09 0.00 0.0
C+ +H2S =H2S+ C 4.25D-10 0.00 0.0
C+ +CS =CS+ C 1.60D-09 0.00 700.0
C+ +S0 =S+ co 2.60D-10 0.00 0.0
C+ +S0 =CS+ 0 2.60D-10 0.00 0.0
C+ +S0 =SO0+ C 2.60D-10 0.00 0.0
C+ +S0 =CO+ S 2.60D-10 0.00 0.0
C+ +0CS =CS+ co 1.60D-09 0.00 0.0
C+ +S02 =S0+ co 2.30D-09 0.00 0.0
CH+ +S =S+ CH 4.70D-10 0.00 0.0
CH+ +S =SH+ C 4.70D-10 0.00 0.0
CH+ +S =CS+ H 4.70D-10 0.00 0.0
CH+ +S0 =0H+ (&) 1.00D-09 0.00 0.0
CH+ +S0 =SH+ co 1.00D-09 0.00 0.0
CH3+ +S =HCS+ H2 1.40D-09 0.00 0.0
CH3+ +SO =HOCS+ H2 9.50D-10 0.00 0.0
CH5+ +S =SH+ CH4 1.30D-09 0.00 0.0
H30+ +S =SH+ H20 3.20D-10 0.00 4930.0
H30+  +H2S =H3S+ H20 1.90D-09 0.00 0.0
HCO+ +S =SH+ (€] 3.30D-10 ©0.00 0.0
HCO+ +SH =H2S+ Cco 8.20D-10 0.00 0.0
HCO+  +CS =HCS+ co 1.20D-09 0.00 0.0
HCO+  +SO =HSO+ co 7.50D-10 0.00 0.0
HCO+  +H2S =H3S+ co 1.60D-09 0.00 0.0
HCO+  +0CS =HOCS+ (O 1.10D-09 0.00 0.0
02+ +S =S0+ 0 5.40D-10 0.00 0.0
02+ +S =S+ 02 5.40D-10 0.00 0.0
02+ +H2S =H2S+ 02 1.40D-09 0.00 0.0
S+ +CH =CS+ H 6.20D-10 0.00 0.0
S+ +CH2 =HCS+ H 1.00D-11 0.00 0.0
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SiH+ H2 SiH2+ H 1.20D-09 0.00 28250.0
SiH2+ H2 SiH3+ H 7.00D-10 0.00 6335.0
SiH3+ H2 SiH4+ H 2.00D-10 0.00 47390.0
SiH4+ H2 SiH5+ H 1.00D-09 0.00 0.0
SiH+ H Si+ H2 1.90D-09 0.00 0.0
SiH2+ H SiH+ H2 1.20D-09 0.00 0.0
SiH3+ H SiH2+ H2 7.00D-10 0.00 0.0
SiH4+ H SiH3+ H2 2.00D-10 0.00 0.0
SiH5+ H SiH4+ H2 4.00D-11 0.00 4470.0
Sio+ H2 SiOH+ H 3.20D-10 0.00 0.0
H+ Si Si+ H 9.90E-10 0.00 0.0
H+ SiH SiH+ H 1.70E-09 0.00 0.0
H+ SiH Si+ H2 1.70E-09 0.00 0.0
H+ SiH2 SiH2+ H 1.50E-09 0.00 0.0
H+ SiH2 SiH+ H2 1.50E-09 0.00 0.0
H+ SiH3 SiH3+ H 1.50E-09 0.00 0.0
H+ SiH3 SiH2+ H2 1.50E-09 0.00 0.0
H+ SiH4 SiH4+ H 1.50E-09 0.00 0.0
H+ SiH4 SiH3+ H2 1.50E-09 0.00 0.0
H+ Si0 Si0+ H 3.30E-09 0.00 0.0
He+ Si Si+ He 3.30E-09 0.00 0.0
He+ SiH Si+ H He 1.80E-09 0.00 0.0
He+ SiH2 SiH+ H He 1.00E-09 0.00 0.0
He+ SiH2 Si+ H2 He 1.00E-09 0.00 0.0
He+ SiH3 SiH2+ H He 1.00E-09 0.00 0.0
He+ SiH3 SiH+ H2 He 1.00E-09 0.00 0.0
He+ SiH4 SiH3+ H He 1.00E-09 0.00 0.0
He+ SiH4 SiH2+ H2 He 1.00E-09 0.00 0.0
He+ Sio Si+ 0 He 8.60E-10 0.00 0.0
He+ Sio 0+ Si He 8.60E-10 0.00 0.0
He+ Si02 Sio+ 0 He 5.00E-10 0.00 0.0
He+ Sio2 Si+ 02 He 5.00E-10 0.00 0.0
C+ Si Si+ C 2.10E-09 0.00 0.0
C+ SiH2 SiH2+ C 1.00E-09 0.00 0.0
C+ SiH3 SiH3+ C 1.00E-09 0.00 0.0
C+ Si0 Si+ (€] 5.40E-10 ©0.00 0.0
C+ Sio2 Si0+ (€] 1.00E-09 -0.60 0.0
S+ Si Si+ S 1.60E-09 0.00 0.0
S+ SiH SiH+ S 4.20E-10 0.00 0.0
H3+ Si SiH+ H2 2.00E-09 0.00 0.0
H3+ SiH SiH2+ H2 2.00E-09 0.00 0.0
H3+ Si SiH2+ H 1.70E-09 0.00 0.0
H3+ SiH2 SiH3+ H2 2.00E-09 0.00 0.0
H3+ SiH3 SiH4+ H2 2.00E-09 0.00 0.0
H3+ SiH4 SiH5+ H2 2.00E-09 0.00 0.0
H3+ Sio SiOH+ H2 2.00E-09 0.00 0.0
H30+ Si SiH+ H20 1.80E-09 0.00 0.0
H30+ SiH SiH2+ H20 9.70E-10 0.00 0.0
H30+ SiH2 SiH3+  H20 2.00E-09 0.00 0.0
H30+ Si0 SiOH+  H20 2.00E-09 0.00 0.0
HCO+ Si SiH+ co 1.60E-09 0.00 0.0
HCO+ SiH SiH2+ CO 8.70E-10 0.00 0.0
HCO+ SiH2 SiH3+ CO 2.00E-09 0.00 0.0
HCO+ SiH4 SiH5+ Cco 1.40E-09 0.00 0.0
HCO+ Si0 SiOH+ CO 7.90E-10 0.00 0.0
Si+ OH Sio+ H 6.30E-10 0.00 0.0
Si+ H20 SiOH+ H 2.30E-10 -0.60 0.0
Si+ 02 Si0+ 0 1.00E-13 0.00 0.0
SiH+ 0 Si0+ H 4.00E-10 0.00 0.0
SiH+ NH3 NH4+ Si 1.00E-09 0.00 0.0
SiH+ H20 H30+ Si 8.00E-10 0.00 0.0
SiH2+ O SiOH+ H 6.30E-10 0.00 0.0
SiH2+ 02 SiOH+ OH 2.40E-11 0.00 0.0
SiH3+ O SiOH+ H2 2.00E-10 0.00 0.0
SiH4+ H20 H30+ SiH3 2.00E-09 0.00 0.0
SiH4+ CO HCO+ SiH3 1.00E-09 0.00 0.0
SiH5+ H20 H30+ SiH4 2.00E-09 0.00 0.0
Si+ ELECTR Si PHOTON 4.90E-12 -0.60 0.0
SiH+ ELECTR Si H 2.00E-07 -0.50 0.0
SiH2+ ELECTR Si H H 2.00E-07 -0.50 0.0
SiH2+ ELECTR SiH H 1.50E-07 -0.50 0.0
SiH2+ ELECTR Si H2 1.50E-07 -0.50 0.0
SiH3+  ELECTR SiH2 H 1.50E-07 -0.50 0.0
SiH3+ ELECTR SiH H2 1.50E-07 -0.50 0.0
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ADSOR CS +GRAIN =CH4* H2S* 1.00D+00 102.

ADSOR SO +GRAIN =H20* H2S* 1.00D+00 102.

SPUTT CH4*  +H =CH4 H GRAIN 4.00D-05 0.00 2000.0
SPUTT CH4*  +H2 =CH4 H2 GRAIN 1.00D-04 0.00 2000.0
SPUTT CH4*  +He =CH4 He GRAIN 8.00D-04 0.00 2000.0
SPUTT H20*  +H =H20 H GRAIN 4.00D-05 0.00 6000.0
SPUTT H20*  +H2 =H20 H2 GRAIN 1.00D-04 0.00 6000.0
SPUTT H20*  +He =H20 He GRAIN 8.00D-04 0.00 6000.0
SPUTT CO* +H =Co H GRAIN 4.00D-05 0.00 1900.0
SPUTT CO* +H2 =Co H2 GRAIN 1.00D-04 0.00 1900.0
SPUTT CO* +He =Co He GRAIN 8.00D-04 0.00 1900.0
SPUTT C02*  +H =C02 H GRAIN 4.00D-05 0.00 3100.0
SPUTT CO2*  +H2 =C02 H2 GRAIN 1.00D-04 0.00 3100.0
SPUTT CO2*  +He =C02 He GRAIN 8.00D-04 0.600 3100.0
SPUTT NH3*  +H =NH3 H GRAIN 4.00D-05 0.00 3600.0
SPUTT NH3*  +H2 =NH3 H2 GRAIN 1.00D-04 0.00 3600.0
SPUTT NH3*  +He =NH3 He GRAIN 8.00D-04 0.00 3600.0
SPUTT CH30H* +H =CH30H H GRAIN 4.00D-05 0.00 6000.0
SPUTT CH30H* +H2 =CH30H H2 GRAIN 1.00D-04 0.00 6000.0
SPUTT CH30H* +He =CH30H He GRAIN 8.00D-04 0.00 6000.0
SPUTT H2CO* +H =H2CO H GRAIN 4.00D-05 0.00 6000.0
SPUTT H2CO* +H2 =H2CO H2 GRAIN 1.00D-04 0.00 6000.0
SPUTT H2CO* +He =H2CO0 He GRAIN 8.00D-04 0.00 6000.0
SPUTT HCO2H* +H =HCO2H H GRAIN 4.00D-05 0.00 6000.0
SPUTT HCO2H* +H2 =HCO2H H2 GRAIN 1.00D-04 0.00 6000.0
SPUTT HCO2H* +He =HCO2H He GRAIN 8.00D-04 0.00 6000.0
SPUTT OCS*  +H =0CS H GRAIN 4.00D-05 0.00 6000.0
SPUTT OCS*  +H2 =0CS H2 GRAIN 1.00D-04 0.00 6000.0
SPUTT OCS*  +He =0CS He GRAIN 8.00D-04 0.00 6000.0
SPUTT H2S*  +H =H2S H GRAIN 4.00D-05 0.00 6000.0
SPUTT H2S*  +H2 =H2S H2 GRAIN 1.00D-04 0.00 6000.0
SPUTT H2S*  +He =H2S He GRAIN 8.00D-04 0.00 6000.0
DESOR CH4*  +CRP =CH4 GRAIN 7.00D+01 ©0.00 0.0
DESOR H20*  +CRP =H20 GRAIN 7.00D+01 0.00 0.0
DESOR CO* +CRP =Co GRAIN 7.00D+01 0.00 0.0
DESOR CO02*  +CRP =C02 GRAIN 7.00D+01 0.00 0.0
DESOR NH3*  +CRP =NH3 GRAIN 7.00D+01 ©0.00 0.0
DESOR CH30H* +CRP =CH30H GRAIN 7.00D+01 0.00 0.0
DESOR H2CO* +CRP =H2CO GRAIN 7.00D+01 0.00 0.0
DESOR HCO2H* +CRP =HCO2H  GRAIN 7.00D+01 0.00 0.0
DESOR 0CS*  +CRP =0CS GRAIN 7.00D+01 0.00 0.0
DESOR H2S*  +CRP =H2S GRAIN 7.00D+01 0.00 0.0
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Table B.2: Fell, fine-structure and meta-stable lines i@edin the models.

Fine- Meta-

[Fell] A (um) | structure A (um) | stable 1 (A)
1.248 | C* 158 | C* 2324.7
1.257| Si* 348 | C* 2323.5
1.271| C 609.8| C* 2328.1
1.279| C 370.4| C* 2326.9
1.295]| Si 129.7| C* 23254
1.298| Si 68.5| C 9850
1.321| O 63.2| C 9824
1.328| O 145.3| O 6300
1.534| N* 205.3| O 6363
1.600| N* 121.8| S* 6731
1.644 St 6716
1.664 N* 6527
1.677 N* 6548
1.711 N* 6583
1.745 N 5200
1.798 N 5197
1.800
1.810

17.936
25.988

35.777
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Table B.3: 61 H lines already recorded from the grid of shock models sorted b
wavelength. All wavelengths are givenum.

J-band H-band K-band Spitzer
(2.0-1.3um) (1.4-1.8um) (2.0-2.5um) (5.0-30.0um)
A Trans. A Trans. A Trans. A Trans.

1.064 2-0S(7)| 1.418 3-10(3)] 1.957 1-0S(3)|] 4.953 1-1 S(9)
1.073 2-0S(6)| 1.432 2-00(5)| 2.003 2-1S(4)| 5.052 0-0 S(8)
1.085 2-0S(5)| 1.467 3-10(4)| 2.033 1-0S(3)| 5510 0-0 S(7)
1.100 2-0S(4)| 1.487 2-00(6) 2.073 2-1S(3)| 5.809 1-1 S(7)
1.117 2-0S(3)| 1.522 3-10(5)| 2.121 1-0 S(1)| 6.107 0-0 S(6)
1.138 2-0S(2)| 1.687 1-0S(9)| 2.154 2-1S(2)| 6.908 0-0 S(5)
1.162 2-0S(1)| 1.714 1-0S(8)| 2.223 1-0 S(0)| 8.023 0-0 S(4)
1.189 2-0S(0)| 1.748 1-0S(7)| 2.247 2-1S(1)| 9.662 0-0 S(3)
1.233 3-1S(1)| 1.788 1-0S(6)| 2.355 2-1S(0)| 12.28 0-0 S(2)
1.238 2-0Q(1)| 1.835 1-0S(5)| 2.386 3-2 S(1)| 17.03 0-0 S(1)

1.242  2-0 Q(2) 2.406 1-0Q(1)| 28.21 0-0 S(0)
1.247 2-0 Q(3) 2.413 1-0 Q(2)
1.254  2-0 Q(4) 2.423 1-0 Q(3)
1.262  3-1 S(0) 2.437 1-0 Q(4)
1.263 2-0 Q(5) 2.454 1-0 Q(5)
1.274  2-0 Q(6) 2.475 1-0 Q(6)
1.287 2-0 Q(7) 2.499 1-0 Q(7)
1.293 2-0 0(2) 2.501 3-2 S(0)

1.314 3-1Q(1)
1.318 2-0 Q(9)
1.318 3-1Q(2)
1.335 2-0 0(3)
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Model results for classes Al, A2, B and C
and objects 1, 2 and 3

In the following we present the results of the models thatligeyvations at thed3
level. The observational constraints for these modelsistedl in tables 4.1 and 4.2.
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Model results for classes Al, A2, B and C and objects 1, 2 and 3

Table C.1: Best fit models at ther3imit for class A1, A2, B and C fob=1.0 and
b=>5.0. If it was not possible to match observations with modelghe 3 limit, we
have left a horizontal line (—).

0/pini=0.01 9pini=1.0 Qpini=2.0 9pini=3.0
Class A1pb=1.0
Preshock densitycm 3 | 5.0x107-4.0x10°  5.0x10°-5.0x10°  1.0x10°-1.1x107 1.0x10P-1.1x107
vs/ kms?t 22-41 11-40 15-34 10-17
Postshock densitycm™3 | 1.6x10P-6.6x10°  1.5x10°—4.0x10"  2.6x10P-1.2x10°  1.3x107-8.0x107
Width / AU 50-210 5-220 2-130 3-20
O/Pint 1.1-2.3 1.3-2.7 2.4-2.8 3.0
#10 0.8-2.2 1.1-2.4 2.4-25 2427
Class A2p=1.0
Preshock densitycm | 5.0x10°—2.5<10°  5.4x10°—6.0x10° 5.4x10°-1.3x10" 1.0x10P-1.4x10’
vs/kms? 28-43 21-43 15-43 10-19
Postshock densityem™3 | 1.6x10P-5.3x10°  1.6x10°P-9.5<10°  1.6x10°-1.4x10°  1.4x107-1.0x10°
Width / AU 60-200 30-200 2-200 2-20
O/Pint 1.5-2.4 1.9—238 2.4-29 3.0
#10 1.4-2.3 1.5-2.4 2.4-25 2428
Class Bbh=1.0
Preshock densitycm™ | 1.0x10°-6.0x10°  1.0x10P—4.6x10°  1.0x10°-1.2x107  1.0x10P-1.1x107
vs/ kms?t 22-36 12-36 15-36 10-18
Postshock densityem™3 | 2.7x10F-9.9x10°  2.7x10P-4.0x10°  2.7x10°-1.3x10®  1.3x107-1.5¢<10°
Width / AU 30-130 6-130 2-130 2-20
O/Pint 1.0-1.9 1.4-2.6 2.4-2.9 3.0
#10 0.9-2.0 1.1-2.4 2.4-25 2428
Class Cp=1.0
Preshock densitycm 3 | 2.5x10°-4.0x10°  3.0x10P—-4.5¢<10°  2.5x10°-1.5<107  1.0x10P-1.5¢107
vs/ kms?t 25-28 12-27 15-28 10-19
Postshock densitycm™3 | 5.3x10P-7.5x10°  6.1x10°—4.0x10"  5.3x10P-1.7x10°  1.4x107-1.1x10°
Width / AU 40-60 6-60 2-60 2-20
O/Pint 1.3-1.5 1.4-2.3 2.4-2.7 3.0
#10 1.3-1.6 1.1-2.2 2.4-2.6 2428
Class A1pb=5.0
Preshock densitycm | 1.5x10°P-3.5<10° 2.0x10°-5.0x10°  2.0x10°-5.0x1(F  2.5x10°-5.0x10°
vs/kms? 36-43 21-40 21-40 21-38
Postshock densityem™3 | 9.3x10°-1.8x10°  1.1x10°-1.4x10°  1.1x10°-1.4x107  1.4x10P-1.4<10’
Width / AU 280-540 30-440 30-440 40-370
O/Pint 0.6-0.8 1.2-1.8 2.1-25 3.0
#10 1.1-1.9 1.0-2.1 1.7-2.2 2324
Class A2p=5.0
Preshock densitycm 3 —  25x10P-4.0<10°  2.5x10P-4.5<10°  1.5x10P—4.5<1CP
vs/ kms?t — 36-40 22-40 21-40
Postshock densitycm3 —  1.4x100-2.0x<10°  1.4x10°-1.3«107  8.6x10P-1.3x10’
Width / AU — 250-360 40-360 40-70
o/Pint — 1.7-1.8 2.2-25 3.0
#10 — 1.9-2.1 1.8-2.3 2.2-2.3
Class Bb=5.0
Preshock densitycm 2 —  5.5x10°—4.5<10°  5.5x10°-5.0x10°  5.5x10°-5.0x<1C°
vs/kms?t — 22-34 22-33 21-33
Postshock densitycm™3 —  2.6x10°-1.310°  2.6x10°-1.5¢107  2.6x10P-1.4x10’
Width / AU — 40-200 40-200 40-200
O/Pint — 1.3-1.5 2.2-2.3 3.0
#10 — 1.1-1.5 1.8-2.1 2.3-2.7
Class Cp=5.0

Preshock densitycm 3
vs/kms?t

Postshock densitycm™3
Width / AU

O/Pint

$10
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Table C.2: Best fit C-type shock models at tlee IBnit for objects 1, 2 and 3 iden-
tified in table 4.2 and Fig. 4.5. If it was not possible to matdiservations with
models at the @ limit, we have left a horizontal line (—).

0/pini=0.01 9pini=1.0 9pini=2.0 9pini=3.0
Object 1,b=1.0
Preshock densitycm™3 —  B6.0x10°-5.0x10°F  6.0x10P-1.5x10°  1.0x10P-1.35¢1CP
vs/ kms? — 16-21 16-20 16-18
Postshock densitycm™3 —  9.5x10°-6.0<107  9.0x10P-1.8x10°  1.3x107-1.6¢107
Width / AU — 5-30 20-30 10-20
0/Pint — 1.6-1.9 2324 3.0
#10 — 1.5-1.6 2.0-2.1 2.7-2.8
Object 2,b=1.0
Preshock densitycm™ | 5.0x10°~1.0<10°  5.0x10°-1.0x10° 5.0x10*-1.0x<10°  5.0x10"-1.0x10°
vs/kms?t 34-41 34-40 35-40 34-40
Postshock densityem= | 1.6x10°-2.6<10°  1.5x10P-2.6x10°  1.5x10°P-2.7%10fF  1.5x10P-2.6x10°
Width / AU 130-210 130-220 130-220 130-220
O/Pint 1.9-2.3 2.5-2.7 2.8-2.9 3.0
$10 1.8-2.2 2.3-2.4 2425 2526
Object 3,b=1.0
Preshock densitycm™ | 7.0x10°~1.2<10°  5.0x10°-1.0x10° 5.0x10*-1.0x<10°  5.0x10"-1.0x10°
vs/kms?t 33-37 34-38 34-38 34-38
Postshock densitycm™3 | 2.0x10°-3.0x10°  1.4x10°-2.6x10°  1.4x10P-2.6x10°  1.4x10P-2.6x1CP
Width / AU 120-170 130-230 130-230 130-230
O/Pint 1.9-2.2 2.5-2.7 2.8-2.9 3.0
$10 1.8-2.0 2.3-2.4 24-25 2.5-2.6
Object 1,b=5.0
Preshock densitycm™ — — — —
vs/ kms? — — — —
Postshock densitycm=3 — — — —
Width / AU — — — —
O/Pint — — — —
$10 — — — —
Object 2,b=5.0
Preshock densitycm™ | 2.5x10°—4.5<10°  2.5x10°P-5.0x10° 2.0x1(P-5.0x<10°  2.0x10P-5.0x10°
vs/kms? 36-40 34-40 34-40 34-40
Postshock densitycm™ | 1.4x10°-2.3x10°  1.4x10°-2.4x10°  1.1x10P-2.4x10°  1.1x10P-2.4x1CP
Width / AU 220-360 210-360 210-440 210-440
O/Pint 0.6-0.7 1.5-1.8 2.3-25 3.0
$10 1.2-1.7 1.4-2.1 2.1-2.2 2327
Object 3,b=5.0
Preshock densitycm™ | 2.5x10°-4.5<10°  2.5x10°-5.5<10°  2.5x10°-5.0x10° 2.5x10P—4.5¢<10°
vs/kms? 35-38 33-38 33-38 34-38
Postshock densityem= | 1.4x100-2.2¢<10°F  1.4x10P-2.6x10°  1.4x10°P-2.3x10F  1.4x10P-2.2<10°
Width / AU 230-370 200-370 210-370 240-370
O/Pint 0.5-0.7 1.4-1.7 2.3-25 3.0
$10 0.8-1.5 1.3-2.0 2.1-2.2 2427
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ABSTRACT

Aims. We seek to study excitation mechanisms in the inner region of the Orion Molecular Cloud by comparing observations of ortho-
and para-lines of H, with theoretical models of slow shocks and photodissociation regions.

Methods. K-band observations of H, obtained with the Canada-France-Hawaii 3.6 m telescope using the PUEO adaptive optics
system are reported. Data were centered on the Becklin-Neugebauer object northwest of the Trapezium stars. Narrow-band filters
were used to isolate emission from the v = 1-0 S(1) ortho- and v = 1-0 S(0) para-lines at a spatial resolution of 0”45 (~200 AU). We
are able to combine their intensity to obtain the column densities of rovibrationally excited ortho and para H, levels of the molecular
gas at high spatial resolution.

Results. The resulting line ratios show variations between 2 and the statistical equilibrium value of 6. We find 4 different classes of
emission, characterised by the ratio of the v = 1-0 S(1) and S(0) line brightness and the absolute line brightness. Shock models are
used to estimate the physical properties of pre-shock density and shock velocity for these 4 classes. We find that the pre-shock density
is in the range of 10°~107 cm™ and shock velocities lie between 10 and 40 kms™'. Studies of individual objects, using additional
constraints of shock velocity and width, allow quite precise physical conditions to be specified in three prominent bow shocks, one
with a shock speed of 18 +2 kms™' and pre-shock density 1+ 0.5 x 10° cm™ (30°) and two with shock speeds of ~36 + 2 kms™! and

pre-shock densities of 7.5 + 2.5 X 10* cm™.

Key words. ISM: individual objects: OMC1 — ISM: kinematics and dynamics — ISM: molecules — shock waves —

ISM: lines and bands

1. Introduction

The aim of this work is to study the nature of shocks in the
inner region of the Orion Molecular Cloud (OMCI1) using Hp
NIR emission within a radius of ~30” of the BN-IRc2 complex.
OMCI1, D = 460 pc (Bally et al. 2000), is the closest active
massive star forming region. Among the wealth of information
available reference is only included here to those data and the-
oretical models which have a direct bearing on H, emission in
shocks. For general reviews of the Orion region, the reader is
referred to O’Dell (2001) and Ferland (2001).

OMCI and its immediate surroundings form a nursery of
OB stars, both exposed, as in the Trapezium, and buried deep
within dusty gas (Menten & Reid 1995; Gezari et al. 1998;
Beuther et al. 2004). Spatially associated with these massive
stars is a cluster of young low mass stars formed in the
last 10° years (Hillenbrand 1997). It has long been suggested
that outflows from young OB stars may trigger star formation

* Based on observations obtained at the Canada-France-Hawaii
Telescope (CFHT) which is operated by the National Research Council
of Canada, the Institut National des Sciences de I’Univers of the Centre
National de la Recherche Scientifique of France, and the University of
Hawaii.

** Appendix A is only available in electronic form at
http://www.aanda.org
*** Visiting astronomer at the Canada-France-Hawaii Telescope,
Mauna Kea, Hawaii.

htto://www.aanda.ora

(Elmegreen & Lada 1977). This may serve to explain the gen-
eral observation that the great majority of low mass stars form in
clusters, many with OB associations. How this trigger may oper-
ate remains unclear. The present work seeks in a modest way to
shed more light on this issue by characterizing shocks associated
with OB stars in more detail than has previously been achieved,
using both observation and theory.

The gas in OMCI1 displays very many flows, varying in
velocity between a few kms™' (Chrysostomou et al. 1997;
Gustafsson et al. 2003; Gustafsson 2006; Nissen et al. 2007)
to several hundred kms™!, the latter represented by the well-
known fingers and bullets (eg. Allen & Burton 1993). The origin
of the flows is threefold arising from outflows from OB stars,
which permeate the entire region of OMC1 (Allen & Burton
1993; Stone et al. 1995; McCaughrean & Mac Low 1997; Doi
et al. 2002; O’Dell & Doi 2003), local flows arising from out-
flows from low mass protostellar objects buried within OMCI
(Gustafsson et al. 2003; Nissen et al. 2007), and supersonic tur-
bulence (Gustafsson et al. 2006a,b). Flows in the inner zone
generate slow shocks, graphically illustrated in Gustafsson et al.
(2003) & Nissen et al. (2007), with a detailed morphology given
by K-band IR images of the v = 1-0 S(1) line at 2.121 ym
(McCaughrean & Mac Low 1997; Schild et al. 1997; Chen et al.
1998; Stolovy et al. 1998; Schultz et al. 1999; Vannier et al.
2001; Gustafsson et al. 2003; Kristensen et al. 2003; Lacombe
et al. 2004). Lacombe et al. (2004), using the NACO adaptive

http://dx.doi.ora/10.1051/0004-6361:20065786
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Abstract

Aims. We present a new method for reproducing high spatial resolution observations of bow shocks by using 1D plane parallel shock models.
As an example we analyse one bow shock located in the Orion Molecular Cloud (OMC1).

Methods. We use high spatial resolution near-infrared observations of H, rovibrational emission to constrain shock models. These observations
have been made at the ESO-VLT using a combination of the NACO adaptive optics system and infrared camera array and the Fabry-Perot
interferometer. Three rovibrational H, lines have been observed: v=1-0 S(1) at 2.12um, v=1-0 S(0) at 2.23um and v=2-1 S(1) at 2.25um. The
spatial resolution is (/15~70 AU. We analyse a single bow shock located in our field, featuring a very well defined morphology and high
brightness.

Results. One dimensional shock models are combined to estimate the physical properties of pre-shock density, shock velocity and transverse
magnetic field strength along the bow shock. We find that the pre-shock density is constant at ~5x10° cm™ and shock velocities lie between
~35 kms~in the wings of the shock and ~50 kms™! at the apex. We also find that the transverse magnetic field is stronger at the apex and
weaker further down the wings varying between ~2 and 4 mGauss. Predictions of shock velocity and magnetic field strength agree with

previous independent observations.

Key words. ISM: individual objects: OMC1 —ISM: kinematics and dynamics — ISM: molecules — Shock waves —ISM: lines and bands

1. Introduction

With this work we present a new method for analysing bow
shocks caused by outflows. These shocks may originate from
a multitude of objects ranging from young stellar objects
(YSOs), planetary nebulae, supernova explosions, neutron stars
to active galactic nuclei. In this paper we will limit our focus to
jets and outflows from YSOs.

Although jets and outflows from YSOs are not a natural
consequence of any unified theoretical model of star formation,
observations show that they are an integral part of star forma-
tion. Jets and outflows play an important role both in the for-
mation of individual stars, but also in inducing new generations
of stars (e.g. Elmegreen & Lada 1977; Vannier et al. 2001).
Therefore by observing and modelling shocks it is possible to
gain significant insight into the physical conditions found in

Send offprint requests to: L. E. Kristensen
* Based on observations obtained at the European Southern
Observatories, VLT, Chile.

star forming regions (see e.g. Smith et al. 2003; Giannini et al.
2006; Neufeld et al. 2006; Kristensen et al. 2007, for recent
results) providing new constraints for models of clustered star
formation.

The Orion Molecular Cloud (OMCT1) is the closest site of
active massive star formation located at a distance of ~440pc
(Hirota et al. 2007). Here more than 1000 stars have formed
around the Trapezium OB association within the last 1 Myr
(Hillenbrand et al. 1998). On the surface of OMCI an out-
flow was launched approximately centered on the Becklin-
Neugebauer object (BN, a B3 star; Gezari et al. 1998). This
resulted in the launch of more than 50 so-called “fingers”. At
the apex of each finger a fast moving “bullet” is found (Axon
& Taylor 1984; Doi et al. 2002), a dissociative shock which is
observed in [Fell] emission with H, emission trailing behind in
prominent bow shocks (Allen & Burton 1993). The fingers are
mostly found to the North-West of BN and shock velocities are
measured from proper motions to be several hundred kms™!



190

Publications

A&A 469, 459-469 (2007)
DOI: 10.1051/0004-6361:20066926
© ESO 2007

Ag.?tronomy
Astrophysics

VLT/NACO near-infrared imaging and spectroscopy of N159-5
in the LMC HIl complex N159*-**

G. Testor!, J. L. Lemaire2, L. E. Kristensen?, D. Field?, and S. Diana?

LUTH, UMR 8102 du CNRS, Observatoire de Paris, 92195 Meudon, France

e-mail: gerard. testor@obspm. fr

LERMA, UMR 8112 du CNRS, Observatoire de Paris, 92195 Meudon, and Université de Cergy-Pontoise, 95031 Cergy Cedex,
France

e-mail: jean-louis.lemaire@obspm. fr

Department of Physics and Astronomy, Arhus University, 8000 Arhus C, Denmark

e-mail: dfield@phys.au.dk

9

w

Received 13 December 2006 / Accepted 14 March 2007
ABSTRACT

We present high-resolution near-infrared imaging of the compact HII region N159-5 and its immediate environment in the giant-
star forming region N159 in the LMC. N159-5 was observed at high spatial resolution ~0”11-0”25 in the K-band using the ESO
Very Large Telescope UT4 (VLT), equipped with the NAOS adaptive optics system. Our data reveal that N159-5 has a complex
morphology formed mainly by two wings and probably a single central bright star, embedded in diffuse emission of ~4”5 diameter.
A remarkable embedded tight cluster of approximatively the same size, containing at least 38 faint stars coinciding with N159-5, is
also detected. Such clusters can be found in galactic HII regions like the star-forming regions SH2 269 or M42. At the location of
the radio peak, especially in the bright western wing, this cluster is rich in stars. Spectroscopic observations reveal that the diffuse
region is constituted mainly of dust continuum and that the bright star #2-55 could be of type O8 V. A comparison with the radio
observation flux of N159-5 published in the literature seems to show that the bright star #2-55 is not the only ionization source of

N159-5. Towards N159-5 molecular H, emission is detected. A model of the region is proposed.

Key words. galaxies: Magellanic Clouds — ISM: individual objects: N159-5 — stars: formation

1. Introduction

The Large Magellanic Cloud (LMC) is rich in HII regions and
young OB associations. Because of its known and relatively
small distance (50 kpc) (Storm et al. 2004) and face-on posi-
tion relatively free from foreground extinction, it is well suited
for the study of both individual stars and very compact objects,
as well as global structures. The LMC is also an ideal laboratory
for investigating the formation and evolution of massive stars in
a low-metallicity environment.

Massive stars play a major role in the dynamical evolution
of galaxies. They are responsible for the ionization of the in-
terstellar medium while the associated stellar winds and super-
novae are dominant sources of mechanical energy. They are also
a main driver of chemical evolution in the universe at the end
of their lives. Some understanding of the early stages of mas-
sive star formation in our galaxy is emerging. However, this is
not the case in external galaxies of low-metallicity environment
such as the Magellanic Clouds (MCs). There are two main rea-
sons for this dearth of information: one is the lack of the high—
spatial-resolution data at a distance of 50—65 kpc, necessary to
disentangle the individual massive stars from their surrounding
environment; and the other is the strong reddening, typical of
young, massive-star regions.

* Based on observations obtained at the European Southern
Observatories, El Paranal, Chile.
** Table 3 is only available in electronic form at
http://www.aanda.org

htto://www.aanda.ora

Some progress has been made following the discovery of
compact HII regions in the MCs, now generically named HEBs
(High Excitation Blobs) (Heydari-Malayeri & Testor 1982).
HEBs are characterized by small size, high density, extinction,
and excitation. The line ratio [O111]124959+5007/Hp used as
excitation parameter ranges typically between ~7—10. They are
probably excited by more than one newborn massive star arriv-
ing on the zero-age main sequence (Walborn & Parker 1992).
With a diameter of 0.5-2 pc they are at the frontier of com-
pact HIT (CHII) and HII regions. HEBs represent the early evo-
lutionary stages of recent star formation (Churchwell 1992) and
are important in the context of massive-star formation under low
metallicity.

So far, only eight HEBs have been found in the MCs and
they are listed in Testor (2001). Optical HST observations of
some of them have revealed tight star clusters and complex
structures (0.03 pc) and are listed in Meynadier et al. (2004).
Nevertheless, due to the reddening, little is known about their
exciting sources. In the present paper we focus on the HEB
N159-5 (Heydari-Malayeri & Testor 1982), a compact HII re-
gion of size ~6” (1.5 pc) in the HII region N159 (Henize 1956)
coinciding with the IRAS source 05405-6946. This compact HII
region features high excitation [OIII](5007+4959)/HB ~ 8 and
is affected by the highest extinction of Ay ~ 5 mag (Heydari-
Malayeri & Testor 1985) and 4.5—6.7 mag (Israel & Korneef
1991) among the HEBs. South of 30 Doradus at a distance of
~600 pc there is a chain of Henize giant HII regions, namely
N158, N160 and N159. It is believed that the star formation

htto://dx.doi.ora/10.1051/0004-6361:20066926
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