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3.2.4 Étoiles jeunes / très actives, vitesses de rotation variées . . 61

3.3 Simulation taches + compagnon . . . . . . . . . . . . . . 66
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Introduction

Quel chemin nous avons fait depuis que Galilée a établi l’existence d’un
nouveau monde — celui de l’espace — grâce à l’utilisation d’une petite

lunette astronomique ! Avant cela, le ciel était peuplé d’astres, certains im-
mobiles les uns par rapport aux autres, les étoiles, d’autres en mouvement
tels des vagabonds, les planètes. Cependant, il était difficile d’imaginer que
ces lieux pouvaient être similaires à la Terre, le centre de notre monde. Au
XVIe siècle, pour avoir osé, entre autre, émettre l’idée que notre monde
n’était pas unique, Giordano Bruno fut même condamné à mort par l’Inqui-
sition. Mais la réalité se devait de prendre le pas sur la fiction et aujourd’hui
on découvre des planètes par dizaines (déjà plus de 350 fin juin 2009 !), dans
des systèmes planétaires aussi communs que le nôtre.

La recherche de nouveaux mondes est le propre de l’Homme. Son igno-
rance fait nâıtre en lui soit la peur de l’inconnu, soit la curiosité. Cette
dernière va le mener à braver tous les dangers, jusqu’à ce que la mort ou
la découverte l’arrête. C’est ainsi que Christophe Collomb s’est lancé en
mer, vers les limites du monde connu jusqu’alors, et qu’il a découvert les
Amériques en 1492. Après quelques siècles à explorer l’ensemble du globe,
on peut dire que presque toutes les régions et cultures ont été découvertes
(même si les mondes souterrains et sous-marins nous réservent encore des
surprises). La soif de connaissance nous a aussi poussé à explorer le temps
vers le passé, à la recherche de nos origines et des mondes auxquels le nôtre a
succédé. Dans tous ces domaines la recherche avance et un autre est apparu,
celui du ciel.

Après avoir fait le rapprochement entre les étoiles et le Soleil, on a dé-
couvert les galaxies, notre galaxie (la Voie Lactée), toute une faune d’objets
stellaires à différents stades d’évolution, des régions remplies de gaz et de
poussières — berceaux de formation des étoiles — et, depuis une quinzaine
d’années, des systèmes planétaires, donnant à notre imagination de quoi
rêver à de nouveaux mondes et à un futur où nous pourrons peut-être ré-
pondre affirmativement à la question de savoir si nous sommes seuls dans
cette immensité.

Ainsi, depuis la découverte de la première planète orbitant autour d’une
étoile de type solaire (51 Peg b) par Michel Mayor et Didier Queloz à l’Ob-
servatoire de Haute Provence en 1995 (Mayor et Queloz 1995), les chercheurs
se sont lancés à l’assaut des planètes. Différentes techniques, plus ou moins
originales et prolifiques, ont été développées, certaines ayant un avenir très
prometteur avec la construction de nouveaux instruments toujours plus per-
formants. Jusqu’à présent la principale méthode utilisée — et dont est issue
la découverte de 51 Peg b — est celle des vitesses radiales. Elle s’appuie sur
l’acquisition de spectres de très grande qualité et la mesure précise de leurs
décalages en longueur d’onde au cours du temps.

Néanmoins, les planètes détectées jusqu’à aujourd’hui sont pour la plu-
part des planètes gazeuses du type de Jupiter sur lesquelles la vie ne semble
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2 Introduction

pas pouvoir se développer. On nourrit donc le désir de rechercher des pla-
nètes comparables à la Terre, mais la précision requise n’est pas encore
atteinte, et les méthodes et instruments permettant une caractérisation ul-
térieure de l’environnement et de l’atmosphère de ces corps n’en sont qu’à
leurs balbutiements. Cependant, dans le cas de la technique des vitesses ra-
diales (mais aussi de la photométrie ou de l’astrométrie), la précision des
instruments a tellement augmenté que l’on est de moins en moins limité
par celle-ci mais par des phénomènes de type stellaire qui peuvent masquer
l’existence de compagnons ou, au contraire, nous faire croire à un compagnon
qui n’a pas lieu d’être.

C’est le cas en particulier dans le cadre de l’étude de l’existence de pla-
nètes autour des étoiles chaudes de types A et F de la séquence principale
du diagramme d’Hertzsprung-Russell (mais aussi pour les étoiles de type
solaire G–K ou les étoiles peu massives de type M qui toutes peuvent pré-
senter un signal d’activité magnétique ou de pulsations, éventuellement dans
des gammes de périodes et d’amplitudes différentes). En effet, ces étoiles se
trouvent dans la zone où la séquence principale croise la bande d’instabilité
et un certain nombre de ses représentantes sont secouées par des pulsa-
tions. Quant aux étoiles F les plus tardives, du fait de la présence d’une
zone convective dans leur structure, elles peuvent présenter des phénomènes
d’activité magnétique tout aussi perturbateurs pour les mesures de vitesses
radiales.

Dans le premier chapitre de ce manuscrit j’expose les étapes marquantes
dans la recherche des planètes extrasolaires, les techniques utilisées pour
effectuer ces détections et les scénarios actuels de formation des systèmes
planétaires.

Le second chapitre regroupe les connaissances sur les planètes autour des
étoiles de type A et F de la séquence principale antérieures à celles que j’ai
développées au cours de ma thèse : notamment la technique de mesure des
vitesses radiales à partir des spectres des étoiles A–F qui sont en général
plus pauvres en raies spectrales et pour lesquels la technique traditionnelle
ne permet pas d’obtenir une précision suffisante pour la détection de corps
sub-stellaires. J’y résume aussi les détections obtenues avant mon travail.

Les phénomènes stellaires tels que l’activité magnétique et les pulsations
peuvent avoir un impact variable au cours du temps sur les spectres issus
des étoiles et donc sur les vitesses radiales mesurées. Dans le troisième cha-
pitre je présente un certain nombre de ses phénomènes perturbateurs, les
simulations numériques que j’ai développées pour reproduire leurs effets sur
les spectres, des comparaisons avec les observations et la façon dont il est
possible d’adapter les stratégies d’observations pour tenter de s’affranchir
de ses effets stellaires.

Le quatrième chapitre est quant à lui consacré aux nouvelles campagnes
d’observations que j’ai menées avec les spectrographes SOPHIE et HARPS
dans les hémisphères Nord et Sud respectivement. On y trouvera les pre-
mières statistiques de détection de compagnons planétaires autour des étoiles
A–F de la séquence principale ainsi que les planètes et les candidates pla-
nètes découvertes lors de ma thèse.

Enfin, le cinquième chapitre présente une extension naturelle de notre
approche vers les étoiles des associations jeunes et proches — par ailleurs
déjà observées en imagerie à haut contraste et haute résolution — qui ont
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des types spectraux et vitesses de rotation variées pour lesquelles notre tech-
nique de mesure des vitesses radiales est bien adaptée et pour lesquelles la
compréhension des phénomènes stellaires est fondamentale.
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1.1 Quelques faits marquants dans le domaine de la

recherche des exoplanètes

Les premières planètes découvertes (Wolszczan et Frail 1992) font partie
du système PSR 1257+12, un pulsar autour duquel 3 planètes (entre 0,02
et 4,3 M⊕) ont été détectées. Cependant, l’objet central étant une étoile à
neutrons, les compagnons détectés ont dû se former à partir des résidus de la
supernova et il faut attendre 1995 pour la découverte d’une planète autour
d’une étoile de type solaire, formée en même temps que le système à partir
du disque proto-stellaire.

Cette détection a été réalisée par Michel Mayor et Didier Queloz de
l’Observatoire de Genève (Mayor et Queloz 1995, et Fig. 1.1), à l’aide du
spectrographe ELODIE monté sur le télescope de 193 cm de l’Observatoire
de Haute Provence. Elle est d’autant plus intéressante que la planète décou-
verte, 51 Peg b, est une planète comparable à Jupiter (m sin i = 0,47 MJup)
orbitant à une distance très faible (0,05UA) de son étoile. Les planètes de
ce type sont appelées “Jupiters chauds” ou “Pégasides1”. L’existence de ces
Pégasides remet en cause les scénarios classiques de formation des planètes.
Néanmoins, il faut remarquer que la technique des vitesses radiales est jus-
tement plus sensibles aux planètes massives proches de leur étoile.

En 1999, la première planète à transit est découverte, HD209458 b
(Henry et al. 2000, et Fig. 1.2). Elle orbite autour d’une étoile brillante et
grâce à cela ce sera bientôt la planète la plus étudiée dont on obtient des
informations sur la composition même de son atmosphère. Plus tard vient
la découverte d’une autre planète à transit particulièrement intéressante,
HD189733 b (Bouchy et al. 2005). Et une soixantaine d’autre suivront.

1par analogie avec 51Peg b.
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6 Chapitre 1. Contexte

Fig. 1.1 – Vitesses radiales et ajustement képlérien de l’orbite de 51Peg. Elles
correspondent à une planète de m sin i = 0,47MJup et 4,23 jours de période orbitale.
Source : Naef et al. (2004).

Fig. 1.2 – Courbe de photométrie d’HD209458 montrant le transit d’une planète
(Brown et al. 2001).
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Toujours en 1999 le premier système multi-planétaire est annoncé par
Butler et al. (1999). Il s’agit d’un système possédant au moins 3 planètes
dont la première, un Jupiter chaud (P = 4,617 j, m sin i = 0,75 MJup) a été
découverte en 1997. Les autres sont une planète intermédiaire (P = 238,1 j,
m sin i = 2,25 MJup) et une planète à longue période (P = 1319 j, m sin i
= 3,95 MJup). Il y a maintenant2 38 systèmes multiplanétaires détectés, dont

certains abritent un nombre remarquable de planètes comme ρ1 Cancri (5
planètes, Fischer et al. 2008), Gl 581 (4 planètes, Mayor et al. 2009a), µ Arae
(4 planètes, Pepe et al. 2007) et 8 autres avec chacune 3 planètes.

Entre temps, les planètes de quelques masses terrestres sont détectées,
la première venant de la collaboration PLANET grâce aux observations de
micro-lentilles gravitationnelles (Beaulieu et al. 2006). Il y a maintenant a
priori 10 planètes moins massives que 10 M⊕ détectées.

Certains systèmes planétaires détectés montrent bien les capacités ac-
tuelles des instruments et de l’analyse des données avec des systèmes abri-
tant plusieurs super-Terres à périodes orbitales relativement courtes et dont
le signal en vitesse est très faible. De nouveaux instruments tels que HARPS
sont conçus pour obtenir une précision en vitesse inférieure au mètre par se-
conde. Le premier système constitué de planètes peu massives détecté fut
le Trident de Neptune (autour d’HD69830) avec ces 3 planètes ayant des
masses de l’ordre de celle de Neptune (Fig. 1.3 gauche et Lovis et al. (2006)).
Puis vint HD40307 et ses trois super-Terres3 à moins de 30 jours de période
(Fig. 1.3 droite et Mayor et al. (2009b)).

Petit à petit, on découvre de plus en plus de systèmes multi-planétaires
et des planètes de moins en moins massives. Il y a cependant encore un
bon à faire pour être capable de détecter un planète similaire à la Terre
autour d’une étoile de type solaire, autant du point de vue de la précision
des instruments que de celui de la compréhension des phénomènes stellaires
et de notre capacité à s’en affranchir.

Depuis peu (2008), les premières planètes ont été détectées directement
grâce à l’imagerie à haut contraste et haute résolution (Fomalhaut b, Kalas
et al. (2008), HR 8799 b, c, d, Marois et al. (2008), et la probable β Pic b,
Lagrange et al. (2009b), Fig. 1.4). Nul doute que bientôt des détections de
ce type vont se multiplier (notamment avec des instruments dédiés tels que
SPHERE sur le VLT Mouillet et al. (2004)) et apporter des connaissances
importantes sur les systèmes planétaires et leur formation.

Du côté de la mesure des vitesses radiales, on pense à la conception d’ins-
truments pouvant permettre une précision jusqu’au centimètre par seconde
pour les futurs ELTs (CODEX ), mais aussi aux instruments (ESPRESSO,
D’Odorico et et al. 2007) qui seront installés dans un avenir plus proche sur
des télescopes tels que les VLTs et alors quasiment dédiés à la recherche de
Terres.

Du point de vue de la recherche de transits, les réseaux de télescopes
se multiplient (Super-Wasp, HAT, OGLE, TrES, XO), des satellites dédiés,
au moins en partie, sont en fonctionnement (CoRoT Baglin et al. (2006),
MOST Walker et al. (2003)) ou à venir (Kepler, Basri et al. 2005) et la récolte
des planètes en est tout juste à son commencement. La planète tellurique
CoRoT-7 b (Léger et al. 2009) est un très bon exemple des capacités de

2Juin 2009.
3m sin i < 15M⊕



8 Chapitre 1. Contexte

Fig. 1.3 – Ajustements de systèmes planétaires à trois compagnons de faibles
masses. Gauche : HD69830 et son “trident de Neptunes” (8,7, 31,6 et 197 j pour
m sin i = 10,2, 11,8 et 18,1M⊕). Source : Lovis et al. (2006). Droite : HD40307
et ses trois super-Terres à courtes périodes (4,3, 9,6 et 20,5 j pour m sin i = 4,2,
6,8 et 9,2M⊕). Source : Mayor et al. (2009b).
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Fig. 1.4 – Détection de planètes par imagerie. Fomalhaut b (gauche, Kalas et al. 2008), HR8799 b, c, d (centre, Marois et al. 2008) et β Pic b (droite,
Lagrange et al. 2009b).
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détection de telles missions et de leur intérêt dans les années à venir pour
caractériser les planètes (masse, rayon, atmosphère).

Il y a moins de vingt ans, on cherchait encore les premières naines brunes
et maintenant plusieurs centaines de planètes sont confirmées, avec des pro-
priétés extrêmement variées (Fig. 1.5), appartenant à des systèmes plus dif-
férents les uns que les autres (période, masse, excentricité, densité, e.g.,
HD80606 b Naef et al. (2001) qui, en plus, transite Moutou et al. (2009),
Fossey et al. (2009)). On parvient même à étudier les atmosphères plané-
taires (spectroscopie des transits, e.g., HD209458 et HD189733), on cherche
de potentiels satellites à ces planètes, et l’on pense à la recherche des traceurs
de vie. Bref, le domaine, à peine apparu, est déjà en pleine explosion.
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Fig. 1.5 – Échantillon des exoplanètes découvertes jusqu’à fin juin 2009. Gauche
: Masse de la planète en fonction de sa période orbitale. Le symbole H représente
la Terre. Droite : Excentricité de l’orbite de la planète en fonction de sa période.
La taille du symbole est proportionnelle la masse de la planète. Source : http:

// exoplanet. eu , Jean Schneider, 2009.

1.2 Méthodes de détection des exoplanètes

Diverses techniques ont été mises au point afin de détecter des planètes
extra-solaires. Chacune de ces techniques s’appuie sur une idée particulière,
en général assez simple. Ce ne sont pour la plupart que des méthodes de
détection indirectes où l’on recherche plutôt l’effet d’un compagnon sur son
étoile, mais on a vu récemment les premières détections directes de pla-
nètes en orbite autour d’étoiles (Fomalhaut b, HR8799 b, c, d, et la probable
β Pic b).

1.2.1 Vitesses radiales / Spectroscopie Doppler-Fizeau

Cette technique est à ce jour4 la plus prolifique en matière de détections
d’exoplanètes avec la quasi totalité des planètes découvertes (327 sur 353
détectées ou confirmées).

La présence d’un compagnon (objet massif) autour de l’étoile principale
induit un mouvement réflexe de celle-ci. En réalité, si l’on considère que les

4Juin 2009.

http://exoplanet.eu
http://exoplanet.eu
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Fig. 1.6 – Paramètres orbitaux dans le plan (gauche) et dans l’espace (droite).

objets massifs obéissent aux lois de Newton, aussi bien l’étoile que la planète
tournent l’une autour de l’autre, le barycentre de l’ensemble étant l’un des
foyers des ellipses décrites par chacun des objets. Ainsi, la planète induit un
mouvement sur l’étoile et c’est ce mouvement que l’on cherche à détecter.
Dans le cas de la méthode des vitesses radiales, on cherche à mesurer la
composante de la vitesse sur l’axe de visée (axe radial).

Cette vitesse est liée aux paramètres du système (Fig. 1.6) par le relation
suivante (voir e.g., revue de Eggenberger et Udry 2009, pour plus de détails) :

Vr(t) = K
(

cos (ν(t) + ω) + e cos ω
)

+ γ, (1.1)

où ν(t) est l’anomalie vraie, ω la longitude du périastre, e l’excentricité de
l’orbite, γ la vitesse du barycentre du système et K l’amplitude de la vitesse,
définie par la relation

(mp sin i)3

(M∗ + mp)2
=

P

2πG
K3(1 − e)3/2, (1.2)

où mp est la masse du compagnon, i l’angle entre le plan de l’orbite de la
planète et le plan du ciel, M∗ la masse de l’étoile, P la période de l’orbite
et G la constante gravitationnelle. Ainsi, à partir du signal mesuré on peut
remonter à la masse projetée (m sin i) du compagnon. Il existe donc toujours
une ambigüıté sur la masse réelle du compagnon et il faut des mesures
complémentaires (notamment grâce aux transits ou à l’astrométrie) pour
obtenir la masse réelle.

Par exemple, si on applique cette relation aux planètes du système so-
laire, on trouve que Jupiter induit un signal de vitesse radiale dont l’am-
plitude vaut 12,5 m s−1 et la Terre seulement 8,9 cm s−1. Il faut donc être
capable de mesurer de telles vitesses.

Pour effectuer ces mesures, c’est l’effet Doppler-Fizeau qui est utilisé. Le
déplacement d’une source lumineuse par rapport à l’observateur provoque
une variation de la longueur d’onde de cette lumière selon la relation

∆λ

λ0
=

1 + v/c√
1 − v2/c2

− 1, (1.3)

où ∆λ est la variation de longueur d’onde par rapport à la longueur d’onde
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au repos λ0, v est la vitesse de déplacement de la source par rapport à
l’observateur et c est la vitesse de la lumière dans le vide.

On réalise cette mesure à partir des positions du centre des raies spec-
trales contenues dans les spectres de l’étoile que l’on acquiert de façon ré-
pétée au cours du temps pour échantillonner au mieux toutes les périodes
possibles et détecter les éventuels mouvements de l’étoile provoqués par la
présence d’un ou plusieurs compagnons.

Les spectrographes utilisés actuellement pour la recherche de planètes
ont des résolutions spectrales de l’ordre de quelques kilomètres par seconde.
Pour être capable de mesurer des déplacements de quelques mètres par se-
conde il faut pouvoir mesurer très précisément la position des raies spectrales
(jusqu’au millième de pixel !).

Pour cela, la méthode utilisée généralement dans le cas des étoiles de type
solaire consiste à utiliser un maximum des raies d’absorptions contenues dans
le spectre de l’étoile. Pour regrouper l’information provenant de l’ensemble
de ces raies, on calcule alors ce que l’on appelle la fonction de corrélation
croisée (CCF) entre un masque binaire repérant la position des raies dans
un référentiel au repos et le spectre de l’étoile (Fig. 1.7).

Une fois cette CCF construite, l’ajustement d’une gaussienne permet de
localiser le centre de cette fonction, si l’on considère qu’elle est symétrique
et qu’elle n’a pas subi de déformations (comme pourraient provoquer, par
exemple, des inhomogénéités à la surface de l’étoile, cf. Chap. 3).

Cette méthode est d’autant meilleure que les spectres présentent un
grand nombre de raies bien distinctes, ce qui est le cas pour les étoiles âgées
de la séquence principale de type spectral M à G qui tournent lentement.
Mais les étoiles plus précoces telles que les étoiles de type spectral A et F
sont généralement des rotateurs plus rapides (vitesse équatoriale de quelques
dizaines à centaines de km s−1) et, du fait de leur température effective plus
élevée, contiennent moins de raies d’absorption (éléments neutres ou fai-
blement ionisés donnant le spectre visible). Cette méthode n’est alors pas
bien adaptée pour extraire un maximum d’information des spectres et une
nouvelle méthode de calcul des vitesses a été développée (cf. Chap. 2).

Critère pour la confirmation d’un candidat compagnon

Lors de la mesure de vitesses radiales variables il est nécessaire d’avoir un
critère nous indiquant si ces vitesses sont induites par la présence d’un com-
pagnon ou par un phénomène d’une autre origine comme le mélange du
spectre de l’étoile avec celui d’un compagon stellaire, l’activité ou les pulsa-
tions de l’étoile...

La présence d’un compagnon induisant un mouvement réflexe de l’étoile
provoque par effet Doppler-Fizeau le décalage en longueur d’onde des
spectres (sauf pour i = 0). Des vitesses dont l’origine serait la déforma-
tion des raies spectrales auraient quant à elles une origine stellaire telle que
la présence de pulsations stellaires ou d’inhomogénéités de surface (taches,
plages, granulation). Cette déformation ou non des raies spectrales est me-
surée à partir de ce que l’on appelle le bissecteur des CCFs. Il s’agit du
tracé des points équidistants de chaque bord de la CCF en fonction de la
profondeur de la CCF (Fig. 1.8).

Une fois l’ensemble des bissecteurs calculés pour tous les spectres de
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Fig. 1.7 – Construction de la fonction de corrélation entre un spectre et un masque
binaire (Melo 2001). La largeur des “trous” (valeurs à 1) du masque binaire est de
l’ordre de la résolution instrumentale ; elle peut donc être bien plus petite que la
largeur des raies si l’élargissement des raies dû à la rotation de l’étoile est grande,
i.e., si les raies stellaires sont spectralement résolues. À chaque valeur du décalage
en vitesse Vi entre le spectre et le masque le facteur de corrélation est calculé pour
donner un point de la fonction de corrélation.
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Fig. 1.8 – Gauche : CCF d’un spectre d’une étoile de type F8V avec une vitesse de
rotation projetée (v sin i) de 13 km s−1 et son bissecteur. Droite : Bissecteur de la
CCF avec un axe des abscisses optimisé afin de voir les déformations du bissecteur.

l’étoile, on peut mesurer s’il y a un décalage significatif des spectres par
rapport aux déformations ou si les vitesses mesurées sont corrélées avec ces
déformations. Une mesure simplifiée de la déformation peut être faite à partir
de la valeur de l’étalement du bissecteur (Bisector Velocity Span, BVS),
défini comme l’écart en vitesse entre une zone haute et une zone basse du
bissecteur, ces zones étant généralement prises entre 10–40% et 55–90% de
la profondeur de la CCF respectivement. Des déformations des bissecteurs,
notamment de façon corrélée avec les vitesses radiales, indiquent donc que
les vitesses mesurées ne sont pas dues à la présence d’un compagnon.

1.2.2 Astrométrie

Dans le cas de l’astrométrie, on s’intéresse toujours au mouvement réflexe
de l’étoile, mais cette fois on mesure les déplacements dans le plan du ciel
en vue de détecter la signature d’un compagnon sous la forme d’un signal
périodique. Il s’agit ici d’être capable de mesurer des angles très petits, il
faut donc un instrument ayant une très bonne résolution spatiale.

La signature astrométrique θ qu’une planète induit sur son étoile peut
être définie comme l’amplitude de la variation périodique de position. On
a :

θ =
mp

M∗

a

d
secondes d’arc (as) (1.4)

où mp et M∗ sont les masses de la planète et de l’étoile, a est la séparation
de l’orbite de la planète (en unité astronomique, UA) et d est la distance de
l’étoile (en parsec, pc). Par exemple, observé à 10 pc, Jupiter induit sur le
Soleil un déplacement de 0,5 mas.

On voit que la signature astrométrique décrôıt linéairement avec la dis-
tance, ce qui limite la méthode aux étoiles proches. À partir des lois de
Képler on obtient :

θ =
mp

d

(

P

M∗

)2/3

(1.5)
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ce qui implique que θ crôıt avec la période orbitale et donne accès à des
planètes de faible masse à longue période contrairement à ce qui se passe
avec la technique des vitesses radiales.

Fig. 1.9 – Orbite astrométrique de GJ 866B (secondaire d’un système triple
d’étoiles). Séparation selon l’axe de déclinaison en fonction de la séparation se-
lon l’axe d’ascension droite, par rapport à la primaire (Woitas et al. 2000).

Cette méthode permet de déterminer l’inclinaison du plan orbital et ainsi
d’avoir accès à la vraie masse du compagnon à partir du tracé astrométrique
de l’orbite et d’une mesure du demi-grand axe de cette orbite obtenue avec
la méthode des vitesses radiales par exemple. Pour l’instant, un seul cas
de détection d’une planète a été obtenu avec ce procédé (VB10, Pravdo
et Shaklan 2009). La planète GJ 876 b a aussi pu être confirmée (Benedict
et al. 2002). Cependant, avec des instruments tels que les satellites GAIA
(Sozzetti 2009) ou SIM-Lite (Goullioud et al. 2008) on peut espérer que les
détections vont être nombreuses, allant même jusqu’à surpasser rapidement
celles connues jusqu’à présent.

1.2.3 Transits

Cette technique s’appuie sur des mesures de photométrie. L’idée est de détec-
ter des variations de luminosité de l’étoile alors qu’un compagnon passe entre
elle et l’observateur, cachant une partie de la surface de l’étoile (Fig. 1.2).

La baisse de flux engendrée est facilement estimable à partir des sur-
faces des disques planétaires et stellaires. Dans le cas où toute la surface
du compagnon cache une partie de l’étoile la variation relative de flux est,
en première approximation (disque uniforme et absence de chromaticité),
donnée par :

∆ f

f
=

πR2
p

πR2∗
=

(

Rp

R∗

)2

(1.6)

où ∆ f est la baisse maximum de flux, f le flux de l’étoile hors transit, Rp et
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R∗ les rayons de la planète et de l’étoile. Dans des configurations rasantes,
où la surface occultée est inférieure à la surface du compagnon, la baisse de
flux est moindre.

Condition de détection

Une condition nécessaire pour détecter un transit est que le plan orbital soit
(presque) dans un plan contenant la ligne de visée. C’est-à-dire qu’il faut
qu’à un moment donné le compagnon passe effectivement entre l’étoile et
l’observateur. Cette condition s’écrit :

a cos i < Rp + R∗ (1.7)

où a est le demi-grand axe de l’orbite et i l’angle d’inclinaison du plan orbital
par rapport à la ligne de visée.

Probabilité de transit

En supposant ces plans orbitaux distribués aléatoirement en orientation,
on peut estimer la probabilité ptrans d’avoir une configuration adaptée à la
détection de transits.

ptrans =
∫

Rp+R∗
a

0
d(cos i) =

Rp + R∗
a

(1.8)

Lorsque l’on a RP ≪ R∗ (transit planétaire), on peut alors écrire :

ptrans ≈
R∗
a

(1.9)

Dans le cas d’une planète de type Pégaside en orbite à très courte période
(P = 4 j, a ≃ 0,05 UA) autour d’une étoile de type solaire (R∗ ≃ 0,005 UA),
la probabilité est d’environ 10 %.

Durée de transit

C’est la fraction de la période orbitale durant laquelle la distance projetée
entre les centres de la planète et de l’étoile est inférieure à la somme des
rayons.

τtrans =
P

π
arcsin





√

(Rp + R∗)2 − a2 cos2 i

a



 (1.10)

Dans le cas d’un transit planétaire, on a : a ≫ R∗ ≫ Rp, et donc :

τtrans =
P

π

√

(

R∗
a

)2

− cos2 i ≤ PR∗
πa

(1.11)

Avec P = 4 j, a = 0,05 UA et R∗ = 0,005 UA, on obtient τtrans ≃ 0,13 j.
C’est l’ordre de grandeur pour un transit de planète à courte période. Cette
durée est courte devant la période orbitale.

Des résultats fondamentaux ont été obtenus grâce à cette méthode. De
nombreuses planètes ont été détectées et confirmées par mesure des vitesses
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radiales, la combinaison des deux donnant accès aux masses réelles des com-
pagnons ainsi qu’à leurs rayons et donc à leurs densités. On sait alors si
l’on a affaire à des planètes plutôt telluriques ou gazeuses. Récemment cette
méthode a permis la détection de CoRoT-7 b (Léger et al. 2009), la planète
la plus légère découverte jusqu’alors (seulement 4,8 M⊕). Pour ces planètes
détectées par transit il est théoriquement possible d’extraire leur spectre
de celui de leur étoile à partir du transit secondaire (lorsque la planète
passe derrière l’étoile). Ainsi, il est possible d’avoir accès à la composition
de l’atmosphère de la planète (e.g., Charbonneau et al. (2002), Swain et al.
(2008)).

1.2.4 Imagerie

C’est la seule méthode de détection directe. Il n’y a pas d’ambigüıté lorsque
la détection est annoncée, du moins si l’on a bien pris soin de vérifier l’ap-
partenance du compagnon au système considéré (ce qui peut parfois prendre
plusieurs années). Néanmoins, l’estimation de la masse du compagnon est
effectuée à partir de modèles photométriques pour lesquels la connaissance
de l’âge du système est un paramètre important.

Cependant, cette technique est encore peu exploitée pour la détection
de compagnons planétaires autour d’étoiles de la séquence principale. D’une
part parce qu’il est nécessaire d’avoir une résolution angulaire très grande,
dont peu d’instruments sont capables. L’optique adaptative permet d’at-
teindre des résolutions proches des limites théoriques des grands instru-
ments, nécessaires pour la détection de planètes. D’autre part et surtout,
parce que le signal du compagnon planétaire est noyé dans celui de l’étoile,
entre 6 et 9 ordres de grandeur plus brillante. Il faut donc un dispositif
capable de réduire cet écart afin de faire sortir le signal de la planète avec
les instruments actuels dont la dynamique est limitée. Pour cela on peut
utiliser des coronographes ; dans ce cadre, les techniques de coronographie
interférométriques semblent prometteuses.

Avec 2MASSW J1207334-393254 (Fig. 1.10, Chauvin et al. 2004) on a
l’exemple d’un compagnon planétaire (le premier détecté en imagerie), en
orbite autour d’une naine brune. Néanmoins, le processus de formation de
ce compagnon est a priori semblable à celui de formation des naines brunes.

Les planètes Fomalhaut b (Kalas et al. 2008), HR 8799 b, c, d (Marois
et al. 2008), et la probable β Pic b (Lagrange et al. 2009b) sont les pre-
mières détectées à orbiter autour d’étoiles (Fig. 1.4). Les séparations de Fo-
malhaut b, HR 8799 b et c sont cependant bien grandes et l’on voit que, pour
l’instant, l’imagerie ne peut détecter que les compagnons lointains et plutôt
massifs, mais cela en fait une technique très complémentaire avec celle des
vitesses radiales ou de l’astrométrie.

1.2.5 Chronométrie des pulsars

Une fois encore, cette technique mesure l’effet d’un compagnon autour d’une
étoile, cette fois à un stade avancé d’évolution puisqu’il s’agit d’une étoile à
neutrons. Cette étoile émet des pulses radio et si l’observateur se trouve dans
le cône d’émission, il est possible de mesurer l’écart entre 2 pulses. Seuls les
pulsars ayant des périodes de quelques milli-secondes sont supposés assez
stables pour permettre la détection de planètes.
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Fig. 1.10 – Image composite en fausses couleurs de la naine brune 2MASSW
J1207334-393254 (au centre) et de son compagnon de masse planétaire (dans le
quart en bas à gauche), Chauvin et al. 2004).

La présence d’un compagnon autour d’un pulsar induit un mouvement
de celui-ci et donc un décalage de l’arrivée du pulse. En mesurant les avances
et retards des pulses on peut déduire certains paramètres du système. Le
pulsar PSR1257+12 fait partie d’un système possèdant au moins 3 planètes
de masses entre 0,02 et 4,39 M⊕ (Wolszczan et Frail 1992).

1.2.6 Micro-lentilles gravitationnelles

Un événement de micro-lentille se produit lorsqu’un objet compact tel
qu’une étoile se déplace entre l’observateur et une source lumineuse. Le
champ gravitationnel de cet objet (la lentille) déforme l’espace-temps se-
lon la théorie de la relativité générale et les rayons lumineux provenant de
l’étoile en arrière plan suivent alors une trajectoire non rectiligne. Certains
de ces rayons “périphériques” (n’étant pas normalement dirigés vers l’obser-
vateur) sont amenés dans la direction de l’observateur. On recueille alors
plus de lumière et il s’ensuit une amplification du signal. Comme le système
est en mouvement, il y a une variation de l’amplification au cours du temps
et la présence d’un compagnon autour de la lentille peut, dans certains cas,
induire une dissymétrie dans la courbe de lumière, visible sous la forme d’un
pic secondaire très bref.

Un observateur O observe une étoile S. Un objet massif M, avec un faible
paramètre d’impact u avec la ligne de visée, va provoquer une déviation des
rayons lumineux d’un angle α = 4GM/(c2u). Dans le cas de la Fig. 1.11
gauche , un rayon lumineux émis de S, intersectant le plan du déflecteur en
A, sera vu comme s’il avait été émis en I en l’absence de déflecteur.

On définit le rayon d’Einstein θE (angle sous lequel on le voit), ne dé-
pendant que de la masse du déflecteur et de la géométrie du système :
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Fig. 1.11 – Gauche : Géométrie d’un événement de microlentille. Droite : Images
multiples et rayon d’Einstein.

θE =

√

4GMDLS

c2DLDS

où DS est la distance observateur-source, DL la distance observateur-lentille
et DLS la distance lentille-source. Généralement, on écrit l’équation de la
lentille sous la forme :

u2 − u0u − θ2
E = 0

Cette équation a deux solutions, correspondant aux deux images de la source
créées par l’effet de lentille gravitationnelle. L’observateur pourra alors éven-
tuellement remarquer deux images de la source, une à l’intérieur (I1) du
rayon d’Einstein et l’autre à l’extérieur (I2) (Fig. 1.11 droite). Dans le cas
où le système observateur-masse-source est parfaitement aligné on obtien-
drait un anneau comme image de la source.

Cependant, il n’est actuellement pas possible de résoudre les deux
images, la taille angulaire du rayon d’Einstein étant très petite. Dans ce
cas là, l’amplification de l’étoile source est donnée par :

A(u) =
(u2 + 2)

u
√

u2 + 4

où u est le paramètre d’impact donné en unité du rayon d’Einstein. Ainsi,
pour u = 1, on obtient A = 1,34 ce qui correspond à 0,3 magnitude. Ce-
pendant, le phénomène n’est pas statique du fait de la dynamique des corps
célestes et la géométrie du système varie (u dépend du temps). De ce fait,
l’amplification varie au cours du temps et on peut alors observer une courbe
de lumière caractéristique d’une lentille gravitationnelle (Fig. 1.12). Le flux
F(t) est mesuré et vaut F(t) = A(t)F0 où F0 est le flux de la source non
amplifiée (la “baseline”).

Bien entendu, cette courbe correspond au cas où la source est vue comme
une étoile simple et le déflecteur aussi. C’est dans les autres cas que la chose
va être intéressante. Par exemple, la présence d’un objet en orbite autour
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Fig. 1.12 – Courbes de lumière d’un événement de micro-lentille gravitationnelle
avec (courbe avec le pic fin) ou sans passage par la caustique provoquée par un
compagnon (Beaulieu et al. 2007).

du déflecteur peut introduire une perturbation dans la courbe de lumière ce
qui trahit sa présence (Fig. 1.12).

Ce pic pouvant ne durer que quelques heures, il est nécessaire d’effectuer
un suivi continu, ainsi qu’un traitement en temps-réel des données. Pour
cela, le projet PLANET dispose d’un réseau de télescopes dans l’hémisphère
sud. Les cibles suivies dans le cadre de ce projet sont tout d’abord détectées
par des réseaux tels que OGLE. Elles sont ensuite observées régulièrement
(entre 10 et 50 fois dans une nuit) par un ensemble de télescopes répartis
autour du globe, ceci permettant un suivi quasi continu jour après jour.

Cette technique est efficace pour détecter des planètes à grandes sépara-
tions (1 à 10 UA). Les étoiles hôtes se trouvent à des distances de quelques
kiloparsecs du Soleil, c’est-à-dire très éloignées par rapport à celles étudiées
par les autres techniques. Les inconvénients principaux sont qu’il n’est pas
possible de reproduire l’expérience, ni de vérifier la présence d’un compagnon
avec une autre méthode.

Cette technique a permis la détection de la première planète de quelques
masses terrestres (5,5 M⊕) autour d’une étoile située à 8,5 kpc (Beaulieu
et al. 2006, Fig. 1.13).

1.3 Scénarios de formation et d’évolution des sys-

tèmes planétaires

Sans surprise, la détection des planètes extra-solaires a soulevé beaucoup de
questions. Alors que, il y a encore 20 ans, on ne connaissait que le système
solaire et ses planètes, on pensait que les systèmes que l’on allait découvrir
seraient similaires au nôtre. Finalement, dès les premières détections, on
découvrait des populations de planètes atypiques de notre point de vue. Il
faudrait alors parvenir à en expliquer la formation.

Voici quelques unes des questions que l’on se pose encore, mentionnées
par Beichman et al. (2009) en vue d’une prospective sur la recherche et
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Fig. 1.13 – Courbe de lumière de l’événement planétaire OB-05-390.

la caractérisation de planètes autour des étoiles jeunes. Quels processus
jouent sur la formation et l’évolution dynamique des planètes ? Quand et
où les planètes se forment-elles ? Quelle est la distribution de masse initiale
des systèmes planétaires autour des étoiles jeunes (et des autres étoiles) ?
Comment les planètes pourraient-elles être détruites ? Quelle est l’origine
de l’excentricité des orbites planétaires ? Quelle est l’origine du manque ap-
parent de naines brunes à courte période autour des étoiles âgées (le désert
des naines brunes) ? Comment la formation et la migration des planètes
gazeuses géantes pourraient affecter celle des planètes de type terrestre ?
Comment les propriétés observables d’une planète changent avec sa masse
et évoluent dans le temps ? Mais aussi : Quel est l’impact de la masse de
l’étoile centrale sur les propriétés des planètes ? Comment la présence d’un
compagnon stellaire joue sur la formation et l’évolution des planètes et de
leurs orbites ? Quelle est la stabilité des systèmes multi-planétaires ?

Autant de questions qui, pour commencer à y répondre, nécessitent des
années d’observations, d’analyses et de discussions sur un échantillon le plus
large possible de systèmes planétaires aux propriétés les plus représentatives
de la réalité.

Pour l’instant les théories de formation et d’évolution des systèmes se
contruisent petit à petit, au fur et à mesure des détections et des caractéri-
sations.

Il existe actuellement deux modèles distinct pour tenter d’expliquer la
formation et l’évolution des systèmes planétaires. Celui fondé sur l’accrétion
de cœurs, initié par Pollack et al. (1996) (et par la suite e.g., Alibert et al.
(2005), Mordasini et al. (2009a), cf. Fig. 1.14), est généralement reconnu
comme étant celui qui explique le mieux la formation des planètes du système
solaire et des planètes détectées par la méthode des vitesses radiales. Dans
ce modèle, les planètes sont formées dans le disque protoplanétaire à partir
des grains de poussières qui le constituent. Ces grains s’agglomèrent pour
former petit à petit des corps plus gros jusqu’à obtenir les planétésimaux, les
planètes telluriques et les noyaux rocheux des planètes géantes qui accrètent
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ensuite le gaz environnant pour former les géantes gazeuses. L’autre modèle
tente de former des corps par fragmentation du disque de poussière initial
à la suite d’instabilités gravitationnelles et il semble propice à la formation
de ces planètes géantes (Kuiper 1951, Cameron 1978, Boss 1997, Durisen
et al. 2007) en quelques périodes orbitales si la densité de surface du disque
est suffisante, mais la plupart des simulations numériques réalisées à ce jour
semblent indiquer qu’il est très difficile de fragmenter un disque pour former
des planètes (Papaloizou et Terquem 2006).

Fig. 1.14 – Gauche : Graphe masse projetée-distance pour une population synthé-
tique. Droite : Sous-population restante détectable avec une précision de 10m s−1

et un suivi sur 10 ans (une période orbitale). Les gros points représentent des pla-
nètes détectées. Source : Mordasini et al. (2009b).

Il est de plus nécessaire qu’il y ait eu une migration des premiers corps
formés pour expliquer l’existence des planètes géantes à très courtes périodes
qui sont observées en grand nombre (Lin et Papaloizou 1986, Alibert et al.
2005, Ida et Lin 2005). Selon la masse de la protoplanète, celle-ci va subir
une migration de type I ou II (Fig. 1.15). Si sa masse est faible, c’est la mi-
gration de type I relativement au disque qui aura lieu (Ward 1997, Tanaka
et al. 2002, Ida et Lin 2008), à cause d’une asymétrie des couples que subit
la protoplanète. Si la protoplanète devient suffisament massive, c’est la mi-
gration de type II qui a lieu et la protoplanète ouvre alors un espace dans
le disque protoplanétaire, migre avec celui-ci et suit le même destin.

Les planètes détectées en imagerie Fomalhaut b, HR8799 b et c sont très
intéressantes car elles interrogent sur le processus de formation. Il semble
qu’elles n’aient pas pu se former par accrétion sur un cœur rocheux (qui est le
scénario actuel préféré pour expliquer les planètes du système solaire et celles
détectées par vitesse radiale), avec ou sans migration, mais plutôt suivant
un scénario de fragmentation du disque par instabilité gravitationnelle.
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Fig. 1.15 – Chemins de formation planétaire théoriques dans le plan masse-
distance. En rouge, les “cœurs avortés” des protoplanètes en formation et qui
manque de matériaux pour former des planètes géantes et qui suivent une migra-
tion de type I ; typiquement on obtient des planètes peu massives à des périodes
variées. En bleu, les chemins de formation des cœurs massifs qui ouvrent rapide-
ment un fossé dans le disque protoplanétaire et suivent alors une migration de type
II ; on obtient alors des planètes plus massives, à des périodes variées, mais aussi
des “Neptunes chauds”. En vert, les corps les plus massifs sont formées à partir des
matériaux solides situés initialement à grande distance puis vont alors accréter du
gas tout en migrant vers l’intérieur (type II) ; des “Jupiters chauds” sont formés.
Source : Mordasini et al. (2009a).
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2.1 Mesure des vitesses radiales : algorithme SAFIR

2.1.1 Pourquoi un nouvel algorithme ?

Jusqu’à il y a peu de temps (avant l’année 2005), l’unique méthode utilisée
pour calculer la vitesse radiale d’une étoile par rapport au référentiel hélio-
centrique, à un instant donné, était la corrélation du spectre de l’étoile avec
un masque indiquant les positions des raies stellaires pour un type spec-
tral donné. De cette corrélation on obtient la fonction de corrélation croisée
(Cross-Correlation Function, CCF) et l’ajustement d’une courbe de Gauss
à cette CCF permet de mesurer la position du centre de cette fonction par
rapport à la position au repos, et donc la vitesse radiale de l’étoile.

Cependant cette méthode a ses limitations et ses exigences en ce qui
concerne le nombre de raies nécessaires pour obtenir une précision suffisante
à la détection de compagnons dans le domaine planétaire. Typiquement,

25
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pour une étoile de type solaire, quelques milliers de raies sont nécessaires
pour le calcul de la CCF pour une précision entre 1 et 20m s−1 (selon l’ins-
trument). Lorsque l’on s’intéresse à des étoiles plus précoces (par exemple
des étoiles de types spectraux A–F de la séquence principale), du fait de la
température effective plus élevée de ces étoiles et de leur vitesse de rotation
plus élevée, le nombre de raies utilisables (suffisamment profondes et non
mélangées entre-elles) devient nettement plus faible (quelques dizaines) et la
précision de la mesure se dégrade rapidement jusqu’à ne plus être utilisable.
Cette contrainte a longtemps forcée les chercheurs de planètes à exclure ces
étoiles de leurs échantillons.

En 2005, notre groupe proposait une nouvelle méthode de mesure des
vitesses radiales (Galland et al. 2005b) basée sur un algorithme mis au point
par Alain Chelli (Chelli 2000). Cette méthode permet d’utiliser plus d’in-
formations provenant des spectres que la méthode de corrélation avec un
masque (puisque l’on se sert de morceaux entiers de spectre plutôt que des
raies seulement), et donc d’obtenir une mesure de la vitesse radiale d’une
étoile malgré des spectres a priori pauvres en raies spectrales. Elle a été
appliquée avec succès à la recherche de planètes et naines brunes autour des
étoiles de type A–F de la séquence principale du diagramme HR (Galland
2006).

L’interface SAFIR, développée par Franck Galland, Sylvain Cètre et Mi-
ckaël Micallef, permet une utilisation très efficace de cet algorithme et de
nombreux outils d’analyse.

2.1.2 Principe

Brièvement, la mesure de la vitesse radiale ne se fait plus à partir de la
corrélation du spectre avec un masque mais par la corrélation dans l’espace
de Fourier du spectre avec un spectre de référence qui est la médiane de
l’ensemble des spectres en notre possession pour l’étoile considérée.

Un peu plus précisément, {Si(λ)} sont les spectres de l’étoile et Sr(λ) est
le spectre de référence, où λ est la longueur d’onde du spectre échantillonné
à pas constant. Si le spectre i est décalé par effet Doppler-Fizeau de la vitesse
u par rapport au spectre de référence, on a Si(λ) = Sr(λ − λ u

c ), c étant la
vitesse de la lumière.

Î(ν) = Ŝi(ν)Ŝ∗
r (ν) = e−2iπνλ0

u
c |Ŝr(ν)|2 (2.1)

est alors ce que l’on appelle l’interspectre, où le chapeau“ˆ”désigne la trans-
formée de Fourier (TF) et λ0 la longueur d’onde centrale de la plage consi-
dérée. Soit

Ĉ(νj) = e2iπνjλ0
v
c Î(νj) (2.2)

où νj sont les fréquences discrètes associées aux longueurs d’onde discrètes
correspondant aux pixels. On a alors :

ℑ
[

Ĉ(νj)
]

= sin

(

2πνjλ0
v − u

c

)

|Ŝr(νj)|2 (2.3)

Et on peut estimer le décalage en vitesse u du spectre i en faisant varier v
afin de minimiser la quantité suivante :
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χ2 = ∑
j

Im2[Ĉ(νj)]

σ2(νj)
(2.4)

où σ2(νj) est la variance de ℑ
[

Ĉ(νj)
]

.
L’incertitude ǫvr sur la vitesse mesurée est telle que :

ǫ2
vr =

1

( 2πλ0
c∆λ )2 ∑j j2

ℜ2[Ĉ(νj)]

σ2(νj)

(2.5)

2.1.3 Avantages et limites

L’avantage indéniable de cette méthode de mesure des vitesses radiales est
qu’il est possible — et c’était son objectif initial — de l’appliquer à des
étoiles dont les spectres sont pauvres en raies spectrales, du fait de leur
température effective et/ou de leur vitesse de rotation projetée (v sin i). Elle
est cependant aussi applicable aux étoiles plus classiques (de type solaire)
pour lesquelles la méthode des masques a été développée (Fig. 2.1), ainsi
qu’à tout autre type d’étoile, comme par exemple les étoiles de type M. Il
est alors possible d’atteindre la même précision sur les mesures. Du point
de vue du type spectral de l’étoile, cet algorithme n’est donc pas limité. Son
spectre d’utilisation est donc significativement plus large que celui associé à
la méthode traditionnelle.
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Fig. 2.1 – Mesures des vitesses radiales pour l’étoile à planète HD82943. Avec SA-
FIR (gauche). Avec TACOS et un masque standard (droite). Les valeurs ordon-
nées des axes sont différentes car notre méthode donne une valeur de vitesse relative
au spectre de référence, contrairement à la méthode traditionnelle qui donne une
valeur absolue de la vitesse radiale de l’étoile.

Une caractéristique très intéressante de cette méthode est qu’en passant
dans l’espace de Fourier on va pouvoir appliquer des fréquences de coupures
à l’interspectre. De cette façon, il est aisé de filtrer des effets de variation
du continu du spectre (i.e., à basse fréquence, provenant de l’instrument ou
de l’étoile), ainsi que le bruit sur les spectres (i.e., à haute fréquence).

Les vitesses radiales étant calculées à partir d’un spectre de référence,
lui-même créé à partir de l’ensemble des spectres acquis, il n’est possible
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d’obtenir que des vitesses radiales relatives. De plus, la précision sur la
vitesse ǫvr dépend du nombre n de spectres (à rapport signal sur bruit
constant) utilisés pour construire le spectre de référence :

ǫvr ∝

√

1 +
1

n
(2.6)

2.2 Description des relevés en vitesse radiale

Grâce à cette nouvelle méthode de mesure des vitesses radiales, de nouveaux
domaines ont été ouverts à l’exploration pour la recherche de planètes, no-
tamment ces fameuses étoiles chaudes de la séquence principale jusqu’alors
délaissées.

2.2.1 Définition des échantillons

Les premiers échantillons définis pour la recherche de planètes autour des
étoiles de types spectraux A et F de la séquence principale l’ont été avec
pour objectif l’exploration du domaine des planètes et des naines brunes à
courtes et longues périodes.

L’objectif ultime étant de faire une étude statistique de l’existence de tels
corps autour de ces étoiles, les échantillons ont été limités en volume. Pour
chaque type spectral A et F, une distance au Soleil est fixée afin d’obtenir
un nombre donné d’étoiles (et statistiquement significatif) dans le volume
ainsi défini.

L’existence de spectrographes déjà utilisés pour la recherche de planète
dans les deux hémisphères a permis la définition d’échantillons pour chacun
de ces hémispères et de lancer en parallèle deux programmes d’observation.

2.2.2 Relevés dans l’hémisphère Nord : spectrographes ELODIE et
SOPHIE

Quelques mots sur ELODIE

ELODIE (Baranne et al. 1996) était installé sur le télescope de 193 cm de
l’Observatoire de Haute Provence (OHP) jusqu’à la fin de l’été 2006. Il a
été conçu pour couvrir une partie du spectre visible allant de 385 à 680 nm,
avec une résolution spectrale de 45 000.

C’est un spectrographe dit “échelle” dont les spectres sont “découpés”
pour être recueillis sur une matrice CCD. Ainsi, la totalité du spectre est
découpé en 67 sections appelées ordres. La lumière provenant de l’étoile est
amenée dans le spectrographe par le biais d’une fibre optique.

Un point important à vérifier lors de l’acquisition des spectres est là sta-
bilité du spectrographe, afin de ne pas introduire de décalage en vitesse dont
l’origine serait des variations instrumentales. Dans le cas d’ELODIE , l’ins-
trument n’étant pas stabilisé en température et en pression, il est nécessaire
d’intercaler sur le CCD, entre les ordres du spectre de l’étoile, un spectre
standard dont on connait précisément les positions des raies. On peut alors
mesurer la dérive instrumentale pour un spectre donné et la corriger. Ce
spectre standard est créé à partir d’une lampe au Thorium-Argon (ThAr).
Néanmoins, ce spectre de ThAr s’étale un peu sur le spectre de l’étoile et
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ceci peut être gênant dans le cas d’étoiles précoces dont le spectre est pauvre
en raies.

L’échantillon

Avec ce spectrographe, il a été entrepris d’observer 120 étoiles de types spec-
traux A et F de la séquence principale (Fig. 2.2). Pour définir cet échantillon,
ont été gardées les étoiles A à moins de 56 parsec et les étoiles F à moins de
33 parsec du Soleil. Les étoiles défavorables à la recherche de planètes ont été
exclues (binaires spectroscopiques, binaires visuelles serrées, étoiles à lumi-
nosité variable, étoiles magnétiques Am/Ap, δ Scuti et γ Doradus connues).
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Fig. 2.2 – Gauche : Sélection des étoiles en volume autour du Soleil. Droite :
Sélection des étoiles de la séquence principale.

Performances

La figure 2.3 illustre les performances d’ELODIE avec SAFIR pour l’échan-
tillon précédemment décrit.
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Fig. 2.3 – Gauche : Erreur ǫvr en fonction de l’indice B − V de l’étoile pour
toutes les étoiles de l’échantillon et différents groupes de v sin i : v sin i < 20 km/s
(◦), 20 km/s < v sin i < 70 km/s (×), 70 km/s < v sin i < 130 km/s (#),
130 km/s < v sin i (+). Droite : La même erreur ǫvr en fonction du v sin i.
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On voit immédiatement que plus on va vers les B−V faibles (types spec-
traux plus précoces) donc des spectres avec un nombre de raies utilisables
plus petit, plus la précision sur la mesure diminue, et ceci pour une vitesse
de rotation donnée. On remarque cependant que la dépendance au B − V
est faible alors que celle au v sin i est plutôt forte (élargissement des raies
par effet Doppler-Fizeau).

À partir de telles précisions de mesure, on peut définir des masses limites
détectables comme illustré sur la figure 2.4.
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Fig. 2.4 – Masse limite détectable dans le cas d’ELODIE, en considérant un com-
pagnon en orbite circulaire, entrâınant une variation de vitesse radiale d’amplitude
± 3 ǫvr (limite de détection) pour différentes périodes, différents types spectraux et
différentes erreurs ǫvr.

Après ELODIE : SOPHIE

Depuis Octobre 2006 un nouveau spectrographe SOPHIE (Bouchy et Team
2006) est installé à l’OHP pour prendre la suite d’ELODIE . Les perfor-
mances ont bien sûr été améliorées et avec une résoluton de 75 000 et une
précision visée de 1 m s−1, il ouvre les portes de la détection des super-Terres
dans l’hémisphère Nord. Je développerai les résultats obtenus avec SOPHIE
dans le chapitre 4.

Conjointement à l’installation de SOPHIE , le Consortium RPE (Re-
cherche de Planètes Extrasolaires) a été créé afin de regrouper les efforts
des différents acteurs de la recherche d’exoplanètes par vitesse radiale (prin-
cipalement français et suisses) et donc d’optimiser notre efficacité pour la
détection des planètes. Ce consortium regroupe les programmes suivants :

– Recherche à haute précision des super-Terres ;
– Relevé systématique pour la recherche de planètes géantes ;
– Relevé systématique pour la recherche de planètes autour des étoiles

naines M ;
– Relevé systématique pour la recherche de planètes autour des étoiles

naines A et F ;
– Suivi à long terme des candidats longues périodes ELODIE .
Avec près d’un tiers des nuits allouées au Consortium chaque semestre,

l’échantillonnage dans le temps peut facilement être adapté aux objec-
tifs visés : recherche à longues périodes, courtes périodes, systèmes multi-
planétaires, analyse d’activité des étoiles intéressantes.
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L’aspect recherche de planètes autour d’étoiles naines A et F, ainsi
qu’une pré-étude statistique de l’échantillon seront développés dans la sec-
tion 4.3.

2.2.3 Relevé dans l’hémisphère Sud : spectrographe HARPS

Quelques mots sur le spectrographe

Parallèlement au suivi des étoiles de l’hémisphère Nord avec ELODIE , un
échantillon a aussi été défini pour l’hémisphère Sud. L’instrument idéal pour
la recherche de planètes dans cet hémisphère est le spectrographe HARPS
(High Accuracy Radial velocity Planet Searcher, Pepe et al. 2002, Mayor
et al. 2003). Installé sur le télescope de 3,6 m de l’ESO (European Southern
Observatory) à La Silla (Chili), il a été conçu spécialement pour la recherche
de planètes de faibles masses. L’instrument et les logiciels de réductions per-
mettent d’atteindre une précision sans précédent pour la mesure des vitesses
radiales (inférieur au mètre par seconde). Les spectres recueillis couvrent une
plage de longueur d’onde de 378 à 691 nm avec une résolution spectrale de
115 000. Tout comme ELODIE et SOPHIE , c’est un spectrographe échelle
constitué de 72 ordres. Mais le gros avantage de ce spectrographe est qu’il
est stabilisé en température et en pression, ce qui réduit considérablement
les dérives instrumentales. Pour notre échantillon d’étoiles il est alors pos-
sible de se passer de l’utilisation de la calibration avec la lampe au ThAr
pendant l’acquisition des spectres.

L’échantillon

L’échantillon initial a été défini de la même façon que pour ELODIE mais en
sélectionnant les étoiles visibles de l’hémisphère Sud à moins de 67 parsecs
pour les étoiles B8–A9 et 33 parsecs pour les étoiles F0–F7. Il contient 208
étoiles.

Performances

La figure 2.5 illustre les performances obtenues sur HARPS avec SAFIR
pour l’échantillon précédemment décrit. Les masses limites détectables sont
représentées sur la figure 2.6.

2.3 Complémentarité avec l’imagerie associée à une

optique adaptative

Comme nous l’avons vu, la méthode des vitesses radiales pour la détec-
tion de planètes extrasolaires est d’autant plus efficace que les planètes sont
massives proches de leur étoile. Les compagnons lointains sont difficilement
détectables car l’amplitude de leur effet est faible et le temps pour cou-
vrir une période devient vite prohibitif. Pour une recherche de compagnons
planétaires la plus complète possible il est donc nécessaire d’utiliser une
technique complémentaire, adaptée aux compagnons lointains.

L’imagerie associée à une optique adaptative est la meilleure technique
directe permettant la détection des objets les plus faibles (les moins massifs)
et les plus proches de leur étoile possible.
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Fig. 2.5 – Gauche : Erreur ǫvr en fonction de l’indice B − V de l’étoile pour
toutes les étoiles de l’échantillon et différents groupes de v sin i : v sin i < 20 km/s
(◦), 20 km/s < v sin i < 70 km/s (×), 70 km/s < v sin i < 130 km/s (#),
130 km/s < v sin i (+). Droite : La même erreur ǫvr en fonction du v sin i.
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Fig. 2.6 – Masse limite détectable dans le cas de HARPS.
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En parallèle à la recherche de planètes autour des étoiles A–F par vitesse
radiale, le groupe d’Anne-Marie Lagrange a entrepris une recherche en ima-
gerie au CFHT avec PUEO dans l’hémisphère nord et au VLT avec NACO
dans l’hémisphère sud.

Après plusieurs missions d’observation, des candidats de type étoile de
très faible masse ou naine brune ont été détectés mais il est nécessaire d’ef-
fectuer de nouvelles observations pour obtenir une confirmation du lien entre
ces candidats et leur étoile. Avec PUEO, 41 candidats ont été détectés autour
de 26 étoiles sur 53 observées. Avec NACO, 21 candidats ont été détectés
autour de 14 étoiles sur 22 observées.

2.4 Résultats antérieurs à 2006 et limitations

2.4.1 Détections

Grâce la mise en place de l’outil SAFIR et au temps alloué à ce programme
de recherche de planètes et de naines brunes autour des étoiles A et F, les
premiers résultats sont apparus très rapidement. Avec la première planète
autour d’une étoile de la séquence principale aussi précoce que F6V (Galland
et al. 2005a, et Fig. 2.7), et une naine brune autour d’une étoile pulsante de
type A9V (Galland et al. 2006, et Fig. 2.9), la technique de mesure a confirmé
ses performances et a ouvert une nouveau champ d’exploration pour la re-
cherche de planète et pour la compréhension des phénomènes régissant la
formation des systèmes planétaires. Elle a aussi permis la confirmation de
la planète TauBoo b et la caractérisation d’étoiles binaires.

Une planète autour de l’étoile de type F6V HD33564

La première planète a avoir été découverte au cours de ce programme,
grâce à SAFIR et à ELODIE fut HD33564 b. Les caractéristiques de cette
planète sont extraites de l’ajustement d’un modèle képlerien présenté sur
la figure 2.7. D’une masse minimale 9,1MJup et d’une orbite excentrique
(e = 0.34) de 388 jours, elle a fait l’objet d’une publication dans la revue
Astronomy & Astrophysics, Galland et al. (2005a). Le périodogramme de la
figure 2.8 ne montre pas de pic à 388 jours mais plutôt de la puissance à
longue période (>150 jours). Ceci peut s’expliquer par le faible nombre de
mesures prises sur seulement un peu moins de deux périodes.

Une naine brune autour de l’étoile pulsante de type A9V

HD180777

Par la suite, une naine brune a pu être caractérisée (m sin i = 25 MJup, e =
0.2, P = 28 jours) avec le même spectrographe (Galland et al. 2006). Cette
détection a montré l’efficacité de l’algorithme de calcul des vitesses radiales
pour une étoile précoce de type A9V dont la vitesse de rotation projetée est
élevée (v sin i = 50 km s−1). De plus, elle est particulièrement intéressante car
elle montre aussi la possibilité de détecter des compagnons autour d’étoiles
qui pulsent, ces pulsations perturbant notablemment les vitesses radiales
comme on peut le voir sur les résidus de l’ajustement (Fig. 2.9, gauche). Le
périodogramme (Fig. 2.10) confirme la présence de la périodicité à 28 jours.
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Fig. 2.7 – Ajustement d’un modèle képlerien sur les mesures de vitesses radiales
d’HD33564. Un compagnon de masse minimale 9,1MJup sur une orbite excentrique
(e = 0.34) de 388 jours.
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Fig. 2.8 – Périodogramme des vitesses radiales de HD33564. Le nombre limité de
mesures ne permet pas de faire sortir clairement un pic de puissance à la période
de l’ajustement, mais il existe de la puissance à longue période (>150 jours).
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Fig. 2.9 – Gauche : Ajustement d’un modèle képlerien sur les mesures de vitesses
radiales d’HD180777. Un compagnon de masse minimal 25MJup sur une orbite
excentrique (e = 0.2) de 28 jours. Droite : Corrélation entre une mesure de défor-
mation des raies et les vitesses résiduelles autour de l’ajustement.
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Fig. 2.10 – Périodogramme des vitesses radiales de HD180777. Malgré la difficulté
à distinguer visuellement une période dans les vitesses radiales, le périodogramme
présente un pic de puissance à 28 jours, identique à la période qui sort de l’ajuste-
ment d’un modèle képlerien aux vitesses.
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Dans ce cas là, l’effet des pulsations est visible sur les raies spectrales.
Elles induisent des déformations des raies dont on fait une mesure grâce
aux bissecteurs. À partir du tracé de l’étalement du bissecteur en fonction
des résidus des vitesses sur l’ajustement (Fig. 2.9, droite), il est possible de
déduire que les vitesses résiduelles autour de l’ajustement sont induites par
ces déformations spectrales.

2.4.2 Premier regard sur les limitations stellaires

La détection d’une naine brune autour de l’étoile pulsante HD180777 est un
premier pas vers la détection de compagnons autour d’étoiles “perturbées”.
Alors que jusqu’à présent les étoiles faisant partie des échantillons pour la
recherche de compagnons planétaires étaient méticuleusement sélectionnées
afin d’écarter celles pouvant présenter des variations stellaires, nous avons
maintenant la capacité d’étendre cette recherche à une plus vaste gamme
d’étoiles. Ceci nous offre donc la possibilité de sonder les paramètres de la
formation des systèmes stellaires de façon unique.

Néanmoins, il existe certaines limitations à la détection d’un compa-
gnon autour d’une étoile présentant des perturbations. Une fois la précision
de mesure atteinte pour détecter des variations de vitesses radiales, il faut
parvenir à distinguer le signal d’origine stellaire du signal induit par un ou
plusieurs compagnons.

2.5 Mon travail de thèse

À la lumière de ces résultats nous voyons d’une part l’intérêt d’effectuer
la recherche de compagnons autour de ces étoiles chaudes rendue possible
par une nouvelle méthode de mesure des vitesses radiales, et d’autre part
la nécessité de mieux comprendre et caractériser les effets stellaires pouvant
perturber les signaux de vitesse. Au cours de ma thèse j’ai donc poursuivi
et géré les programmes d’observations avec SOPHIE et HARPS dans le but
de détecter des compagnons planétaires autour des étoiles chaudes de la sé-
quence principale (Chap. 4) et j’ai participé aux observations et à l’analyse
des données pour la recherche de compagnons autour des étoiles des associa-
tions jeunes et proches (Chap. 5). J’ai aussi développé un outil de simulation
des phénomènes stellaires (taches, plages, convection, pulsations, Chap. 3)
dans le but de comprendre l’effet de tels phénomènes sur les vitesses radiales
(ainsi que sur la photométrie) afin de diagnostiquer rapidement l’origine des
variations de vitesses observées, que ce soit pour les étoiles chaudes, les
étoiles jeunes ou pour les étoiles de type solaire, mais aussi pour quantifier
l’effet des cycles d’activité stellaire tels que celui du Soleil et pour montrer
leur impact sur la recherche des planètes de faibles masses à courtes ou
longues périodes.
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des taches et des plages observées . . . . . . . . . . . . . . . 68
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3.1 Présentation des phénomènes

Les vitesses radiales étant calculées à partir des spectres stellaires, les phé-
nomènes induisant des changements de ces spectres peuvent produire des
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variations de vitesse. Un spectre stellaire tel que nous l’observons est in-
tégré sur la surface de l’étoile puisque nous ne résolvons pas la surface de
celle-ci. Ainsi, chaque élément de surface de l’étoile contribue au spectre in-
tégré à partir de son spectre local. Selon l’appartenance de cet élément à une
tache, une plage, un granule ou autre, la contribution peut être modifiée en
flux (zone plus ou moins sombre), en longueur d’onde λ (effet de vitesse) ou
en raies (variation de flux inhomogène en λ). La Fig. 3.1 présente la struc-
ture du Soleil telle qu’elle est communément admise. L’intérieur solaire est
soumis à des pulsations de type g et p (cf. Sect. 3.1.3), l’extérieur présente
différentes caractéristiques visibles à différentes longueurs d’ondes. Lors de
l’observation d’étoiles par spectroscopie afin d’en extraire des vitesses ra-
diales, nous sommes sensibles à ce qui se passe au niveau de la photosphère
où les différents éléments chimiques présents créent des raies en absorption.

Fig. 3.1 – Structure du Soleil. Source : SOHO/MDI/SOI.

3.1.1 Granulation

La granulation à la surface du Soleil a pour origine des mouvements de
convection dans la zone convective. Elle est observable dans le domaine
visible des longueurs d’onde et se manisfeste par des cellules de petites
tailles (≈ 1 500 km, Fig. 3.2). La durée de vie de ces cellules est de l’ordre
de quelques minutes pour le Soleil.

Par ailleurs, il existe d’autres phénomènes ayant pour origine possible la
convection (Hathaway et al. 2000), ce sont la méso-granulation et la super-
granulation (Rieutord et al. 2000) qui sont similaires à la granulation mais
avec des échelles de taille et de durée de vie supérieures (Deming et al. 1987,
Meunier et al. 2008).

Ces différents phénomènes ont une influence non négligeable (jusqu’à
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Fig. 3.2 – Image de la granulation solaire. Source : Pic du Midi.

quelques m s−1) sur les vitesses radiales mesurées des étoiles, ceci à diffé-
rentes amplitudes et échelles de temps (Deming et Plymate 1994, Marquez
et al. 1996b;a, Saar et Donahue 1997, Aigrain et al. 2004, Ramı́rez et al.
2008, Gray 2009).

3.1.2 Activité solaire/stellaire

L’activité magnétique solaire est caractérisée par un cycle d’environ 11 ans
au cours duquel le Soleil évolue entre une période de forte activité et une
période de faible activité (Fig. 3.3). Cette activité se manifeste par des struc-
tures à fort champ magnétique (B > kiloGauss) telles que des taches plus
froides que la photosphère (sombres dans le visible) — plus nombreuses par
forte activité —, de plages ou facules légèrement plus chaudes que la photo-
sphère, et — entre autres — par un bilan d’irradiance (une luminosité) plus
important par forte activité.
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Fig. 3.3 – Nombre de taches au cours des cycles d’activité du Soleil depuis 1750.
Source : Solar Influences Data Analysis Center (SIDC).

À partir des observations du Soleil nous tentons d’extrapoler les résul-
tats vers les autres étoiles. Des études observationnelles similaires à celle du
Soleil sont nécessaires pour les étoiles de masses et d’âges variés mais nous
sommes limités par notre incapacité à résoudre la surface de l’étoile. Des
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techniques telles que l’imagerie Doppler (Khokhlova 1975, Vogt et Penrod
1983) permettent de reconstruire une image de la surface de l’étoile à partir
des variations de profil des raies, mais on est limité à des étoiles à rota-
tion rapides (optimum pour un v sin i entre 40 et 80 km s−1) et la résolution
spatiale est très limitée. On peut principalement voir des inhomogénéités
de surface assez contrastées telles que des grosses taches. La spectropolari-
métrie permet aussi de faire la carte des inhomogénéités magnétiques de la
surface des étoiles (e.g., Phan-Bao et al. (2009) avec le spectropolarimètre
ESPaDOnS Donati (2003)).

Pour observer les cycles stellaires des étoiles, il est possible de s’intéres-
ser aussi à la photométrie ou à certaines raies particulièrement sensibles à
l’activité comme les raies du calcium Ca ii H et K. Des études de ce type
ont été menées, par exemple par Lockwood et al. (2007) et Hall et al. (2007)
qui montrent la diversité et l’irrégularité des cycles stellaires d’activité ma-
gnétique.

Taches

Au cours du cycle d’activité magnétique, des taches sombres sont présentes
à la surface du Soleil, en nombre variable selon l’intensité de l’activité. Elles
sont plus nombreuses par forte que par faible activité. Leur durée de vie
varie entre quelques jours et quelques semaines mais elle peut aller jusqu’à
plusieurs années sur d’autres étoiles (e.g., la tache présente à la surface de
HD166435, Queloz et al. (2001)).

Dans le cas du Soleil, la zone la plus sombre de la tache — l’ombre
— a une température effective environ 1700 K plus basse que celle de la
photosphère, alors que la zone plus claire — la pénombre — n’est plus
froide que d’environ 900 K (Berdyugina 2005, et Fig. 3.4). La distribution en
taille des taches solaires varie sur une grande gamme de tailles, de quelques
millionièmes à plusieurs millièmes de la surface d’un hémisphère1. Les plus
grosses taches solaires observées font moins d’un pourcent de l’hémisphère
visible mais sur d’autres étoiles, notamment les jeunes, cela peut aller jusqu’à
plusieurs dizaines de pourcents.

Les différentes taches présentes à la surface du Soleil sont réparties pré-
férentiellement en groupes qui font partie de régions actives plus vastes
(Fig. 3.5).

La présence de taches à la surface des étoiles perturbe la vitesse radiale
mesurée. Dans le pire des cas, des taches peuvent même nous faire croire à la
présence de planètes autour de l’étoile considérée, et bien évidemment, ceci
aurait pour conséquence de biaiser la statistique des planètes et affecterait
les conclusions que l’on pourrait déduire pour la formation des systèmes
planétaires.

Quelques cas intéressants ont été publiés sur ces taches à la surface
d’étoiles à “planètes” (e.g., Fig. 3.6). Queloz et al. (2001) ont montré que
les variations de vitesse radiale mesurées étaient dues à une tache à la sur-
face de l’étoile HD166435 (période du signal 3,8 jours, K = 83 ms−1), le
signal est resté stable pendant plusieurs années ce qui semble peu courant
pour une tache. Début 2008, Setiawan et al. (2008) ont annoncé une planète

1Soit de ×1 à ×1000 micro-hémisphères, ou 10−6 à 10−3 A1/2⊙, A1/2⊙ étant la surface
d’un hémisphère.
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Fig. 3.4 – Image d’une tache solaire. La zone centrale la plus sombre représente
l’ombre de la tache et la partie périphérique la pénombre. Source : Friedrich Woeger,
KIS, and Chris Berst and Mark Komsa, NSO/AURA/NSF.

Fig. 3.5 – Image d’un groupe de taches solaires. Les taches sont rarement isolées,
en particulier lors des périodes de forte activité. Source : NSO/AURA/NSF.
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massive à courte période autour de l’étoile jeune TW Hydrae. Ce type de pla-
nètes est très recherché pour contraindre les échelles de temps de formation
des systèmes planétaires. Malheureusement, peu de temps après Huélamo
et al. (2008) montrèrent, à l’aide de mesures plus précises et d’autres diag-
nostics que ceux utilisés (notamment des mesures de vitesses radiales dans
l’infrarouge), que les variations de vitesse radiale mesurées étaient en réalité
dues à la présence d’une tache. La première planète à courte période autour
d’une étoile jeune reste donc à découvrir, si elle existe ! L’étude de Bonfils
et al. (2007) montre la présence d’une planète autour d’une étoile “tachée”
(GJ 674 avec une planète de 11 M⊕ à 4,7 jours de période autour d’une étoile
tachée avec Prot = 35 jours). Ainsi, malgré la présence de taches, il est pos-
sible de détecter des planètes, moyennant une analyse plus poussée et des
observations plus nombreuses. Dans les sections 3.2, 3.4 et 3.3 j’expose l’ef-
fet des taches à partir de simulations numériques détaillées, les chapitres 4
et 5 contiennent des exemples d’étoiles actives observées, certaines abritant
probablement des planètes.

Fig. 3.6 – Effet observé de taches stellaires. Vitesses radiales, photométrie et BVS
de l’étoile HD166435. Source : Queloz et al. (2001).
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Plages

Les plages (ou facules) sont un autre signe d’activité de l’étoile. Ce sont
des zones nettement plus étendues que les taches (Fig. 3.7) mais aussi bien
moins contrastées (l’écart de température entre la photosphère avec et sans
plages est seulement de quelques dizaines de degrés Kelvin alors qu’il peut
être de plusieurs centaines ou milliers pour les taches). De plus, le constrate
va dépendre de la distance de la plage au centre du disque stellaire. Les
plages sont plus visibles proches du limbe (mais avec une surface projetée
moindre) et presque invisibles proche du centre du disque stellaire. L’effet
sur les vitesses radiales n’est donc pas directement transposable de celui des
taches.

Fig. 3.7 – Gauche : Spectrohéliogramme du Soleil dans la raie Ca ii K à
3933,2 Å(K1v, photosphère), les pixels les plus sombres représentent les taches, les
zones un peu plus brillantes sont les plages. Droite : Spectrohéliogramme du So-
leil dans la raie Ca ii K à 3933,7 Å(K3, haute chromosphère), les taches ne sont
plus visibles mais les plages ressortent comme des zones très brillantes. Source :
BASS2000.

De plus, dans les plages, il existe des variations de la convection, ce qui
ajoute une composante en vitesse. Cet effet s’additionne à l’effet de contraste
et de profil de vitesse de l’étoile. La signature des plages est donc complexe
(cf. Sect. 3.4).

L’existence de taches étant liée à celle de plages (en particulier pour le
Soleil), les effets de chacune se cumulent et selon la contribution relative de
chacun pouvant varier, il n’est pas aisé de prédire sans calcul détaillé les
effets en photométrie ou en vitesse radiale.

Extension aux autres étoiles

De nombreux paramètres peuvent varier pour étendre notre connaissance de
l’activité du Soleil aux autres étoiles, et en particulier les étoiles chaudes et
les étoiles jeunes.

– Le cycle d’activité magnétique peut très bien exister avec une période
quelconque ou ne pas être périodique (la périodicité de celui du Soleil
n’est déjà pas bien comprise).

– La densité, la distribution en taille et en position des taches sont pro-
bablement bien différentes d’une étoile à l’autre.
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– Le rapport surface des taches / surface des plages est certainement
une autre variable à prendre en compte.

– La durée de vie de ces éléments peut aussi être différente de ceux
observés sur le Soleil et variable d’une tache/plage à l’autre.

– Le contraste aussi est potentiellement très variable, même d’une
tache/plage à l’autre pour une étoile donnée.

Il n’est donc pas facile de savoir à quoi s’attendre en terme d’observation
lorsque le seul exemple que l’on ait est le Soleil. On peut tout de même être
sûr que les configurations sont variées et qu’il faut se préparer au mieux
à les identifier, notamment avec les premières indications données par des
satellites comme CoRoT.

3.1.3 Pulsations des étoiles

Les étoiles sont comme des instruments de musique qui entrent en résonance
sous l’effet d’une excitation extérieure. Dans le cas des étoiles, c’est ce qui
se passe à l’intérieur qui provoque la “résonance”. Selon la zone de l’étoile
on trouve différents types de pulsations. Dans la zone radiative il existe des
pulsations de type g (comme gravitationnel), générées par des perturbations
du champ gravitationnel. La zone convective, si elle existe, est quant à elle
le lieu de la propagation des pulsations de type p (comme pression), ayant
pour origine des variations de pression.

Modes de pulsation

Selon les caractéristiques de l’étoile, les modes de pulsation sont variés. Il
existe généralement un mode principal et des harmoniques. Le mode princi-
pal peut être un mode de pulsation radial (e.g., les Céphé̈ıdes) ou un mode
non radial. En un point donné (θ, φ) de la surface de l’étoile et à un instant
donné t, on peut les décrire de façon théorique à partir des harmoniques
sphériques qui s’écrivent sous la forme (Unno et al. 1989, Hatzes 1996) :

Vr = VpPm
l (cos θ)eimφeiωt (3.1)

Vθ = kVp
d

dθ
Pm

l (cos θ)eimφeiωt (3.2)

Vφ = kVp
Pm

l (cos θ)

sin θ

d

dφ
eimφeiωt (3.3)

où Vp est l’amplitude en vitesse des pulsations, Pm
l le polynôme de Le-

gendre associé au mode (l; |m|) 2 de pulsation, k une constante de propor-
tionnalité entre les vitesses horizontales et verticales, ω la pulsation associée
à la fréquence des pulsations et t le temps.

Le coefficient k est défini par

k = P

√

M∗
R3∗

2l est le nombre de lignes délimitant des zones de la surface oscillant avec des phases
opposées et m est le nombre de cercles méridiens.
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Fig. 3.8 – Exemples de modes de pulsations non radiales. De gauche à droite : (l ;
|m|) = (1 ; 0), (1 ; 1), (3 ; 0), (3 ; 3), (5 ; 3).

où P est la période des pulsations en jours, M∗ et R∗ la masse et le rayon de
l’étoile en masse et rayon solaires. Pour les modes p, k < 1, pour les modes
g, k > 1.

Les amplitudes et les périodes sont très diverses d’une étoile à l’autre
mais globalement, elles évoluent avec le type spectral de l’étoile. Une étoile
de type solaire (G–K) est généralement agitée par des pulsations non radiales
de faibles amplitudes3 (quelques m s−1) et de très courtes périodes (< 3–
15 min, Figs. 3.9 et 3.10). Des étoiles plus massives (> 1.5 M⊙, ≈F4V–A3V)
peuvent quant à elles pulser avec de très grandes amplitudes (> 1 km s−1) et
des périodes pouvant aller jusqu’à quelques jours. Les étoiles de type δ Scuti
pulsent avec des amplitudes de l’ordre du kilomètre par seconde et avec
des périodes relativement courtes de l’orde de l’heure. Les étoiles de type
γ Doradus pulsent avec des amplitudes similaires mais avec des périodes
jusqu’à quelques jours. Ces étoiles pulsantes sont celles que l’on risque de
rencontrer lors de la recherche de planètes autour des étoiles A–F (Chap. 4)
de la séquence principale.

Fig. 3.9 – Vitesses radiales du Soleil observé avec HARPS (�) et BiSON (Bir-
mingham Solar-Oscillations Network, équipé de 6 télescopes) (♦) sur de courtes
périodes. Source : Kjeldsen et al. (2008).

Les pulsations des étoiles, qu’elles soient de type solaire ou non, sont
principalement étudiées à partir de la photométrie. Chaque étoile est obser-
vée en continu pendant le plus long intervalle de temps possible (des nuits
séparées sur Terre, et de manière bien plus continue dans l’espace). En maxi-
misant le temps d’observation en continu, on a alors accès à de nombreux
modes de pulsations, ce qui permet de caractériser l’intérieur des étoiles de
la même façon que l’on utilise les ondes sismiques terrestres pour caractéri-
ser l’intérieur de la Terre. Des satellites comme CoRoT (Baglin et al. 2006)
sont en partie dédiés à de telles études.

Il est aussi possible de s’intéresser à ces pulsations à partir d’une étude
des vitesses radiales (Soriano et Vauclair 2009). Ce n’est pas ce qui nous in-

3Les modes pris isolément ont une amplitude entre 10 et 50 cm s−1, mais la somme des
différents modes présents peut produire des variations de vitesse radiale jusqu’à environ
10 fois ces amplitudes sur une durée de quelques minutes.
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Fig. 3.10 – Séquences d’observations sur des étoiles de type solaire avec HARPS.
Les pulsations stellaires de faibles amplitudes et de très courtes périodes sont clai-
rement visibles. Source : Eggenberger et Udry (2009).

téresse directement ici mais la présence de pulsations va perturber le spectre
provenant de l’étoile et donc être gênante pour la recherche de compagnons.
Dans le cas des étoiles de type solaire, l’amplitude étant faible, elle n’est
pas forcément gênante selon la précision de l’instrument. Si celui-ci atteint
le niveau auquel les pulsations sont visibles il est toujours possible de faci-
lement moyenner leur effet en observant l’étoile pendant une quinzaine de
minutes puisque les périodes de pulsations sont plus courtes. Lorsque l’on
s’intéresse à des étoiles plus massives, cette stratégie n’est plus applicable
et les pulsations vont à l’encontre de la détection de compagnons.

3.2 Simulations des taches et comparaison avec des

observations

3.2.1 Description du code

Afin de comprendre l’effet de la présence de taches à la surface des étoiles,
j’ai développé un code permettant de simuler le spectre d’une étoile dont la
surface présente des taches (Desort et al. 2007). Les spectres obtenus sont
alors traités avec SAFIR de la même façon que des spectres réels pour en
déduire des vitesses radiales (cf. Chap. 2).

L’algorithme

L’étoile est découpée en tranches de latitude et de longitude pour former
un ensemble de cellules. À chaque cellule on associe une vitesse radiale,
calculée à partir de la projection de la vitesse de la cellule due à la rotation
de l’étoile, et un contraste fonction de l’assombrissement centre-bord et de la
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présence ou non d’une tache. Pour obtenir le spectre provenant de l’ensemble
de l’étoile, il suffit d’effectuer la somme des contributions de chaque cellule
de l’hémisphère visible. Les effets qui vont introduire une différence entre le
spectre initial créé à partir de modèles d’atmosphères sont :

– la vitesse de rotation de l’étoile, se traduisant par une vitesse radiale
différente d’une cellule à l’autre et donc à un décalage en longueur
d’onde.

– l’assombrissement centre-bord.
– le contraste d’une cellule par rapport à une autre, induit par la pré-

sence ou non de taches, ce qui change le poids de la contribution de la
cellule en flux. Il est estimé comme étant le rapport de flux d’un corps
noir à la température Teff sur celui d’un corps noir à la température
Tsp à la longueur d’onde considérée.

Récapitulatif des paramètres

Voici la liste des paramètres pris en compte lors d’une simulation à une
tache :

Teff

Température de la photosphère (Kelvin). Elle permet le calcul du
contraste de la tache par rapport à la photosphère et des coefficients
a définis plus ci-après.

Tsp
Température de la tache (Kelvin). Elle permet aussi le calcul du
contraste de la tache par rapport à la photosphère.

vrot Vitesse de rotation de l’étoile à l’équateur (m s−1).

i
Inclinaison de l’axe de rotation de l’étoile par rapport à la ligne de
visée (̊ ).

a

Coefficients pour la loi polynomiale d’assombrissement centre-bord.
Ils sont déterminés à partir de Claret (2003) pour une étoile avec une
température effective Teff donnée, une microturbulence de 1 km s−1,
une métallicité solaire et un log g de 4,5 (type solaire) donnés. Le
coefficient d’assombrissement centre-bord est donné par l = 1 −
a1(1 − µ1/2) − a2(1 − µ) − a3(1 − µ3/2) − a4(1 − µ2).

R
Rayon de l’étoile (R⊙). Il permet de calculer la période de rotation
de l’étoile pour un couple (v sin i, i) donné.

θ Colatitude de la tache (̊ ).

φ Longitude de la tache (̊ ).

α Angle sous lequel on voit la tache depuis le centre de l’étoile (̊ ).

Ssyn

Spectre synthétique créé avec les modèles d’atmosphère de Kurucz
(1993) à partir des paramètres de l’étoile que l’on veut simuler (cf.
section 3.2.2).

N
Nombre de cellules utilisées pour découper la surface de l’étoile. Dé-
pend de vrot sin i et de la résolution instrumentale.

3.2.2 Article : Simulations simples à une tache

Desort M., Lagrange A.-M., Galland F., Udry S., Mayor M., 2007, A&A,
473, 983, voir page 49

Une première étape dans l’étude de l’effet des taches sur les vitesses
radiales a été de faire un ensemble de simulations pour explorer l’espace
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des paramètres pouvant jouer sur le résultat final. Dans l’article présenté ici
(Desort et al. 2007), j’ai fait varier les paramètres suivants :

– Le couple (Teff, Tsp) qui va donner le contraste entre la photosphère et
la tache, et donc changer l’amplitude du signal résultant. Pour un écart
Teff − Tsp donné et pour des étoiles de types spectraux peu différents,
c’est un paramètre qui joue peu.

– Le couple (vrot, i) qui, sous la forme v sin i, va jouer sur l’élargisse-
ment des raies et donc sur notre capacité à résoudre les déformations
de celles-ci pour une résolution spectrale donnée. C’est un des para-
mètres les plus importants. En jouant sur la déformation des raies il
détermine notre capacité à distinguer une planète d’une tache. Dans
le cas où le v sin i de l’étoile est trop faible par rapport à la résolution
instrumentale Ri (typiquement v sin i < Ri (en m s−1)), la tache in-
duit sur les spectres le même effet qu’un compagnon (un décalage en
vitesse) et il n’est plus possible d’utiliser la mesure de la déformation
des raies spectrales (par l’étalement des bissecteurs, Bisector Velocity
Span = BVS ) pour identifier l’origine des vitesses.

– Le couple (θ, φ) qui représente la position de la tache, laquelle peut
jouer à la fois sur l’amplitude et la forme du signal.

– La taille de la tache α, qui joue principalement sur l’amplitude du
signal en vitesse et, couplé avec la position de la tache et l’orientation
de l’étoile, sur le signal en photométrie que l’on peut obtenir.

Ceci permet de bien comprendre l’effet de chaque paramètre et de distin-
guer les situations qui risquent d’être problématiques pour la recherche de
compagnons par la méthode des vitesses radiales. L’ensemble des résultats
sont présentés dans l’article page 49. On peut en particulier mentionner que
ces simulations montrent la nécessité d’observer l’étoile avec un instrument
dont la résolution instrumentale Ri est supérieure à la vitesse de rotation
projetée v sin i de l’étoile afin de pouvoir observer l’anticorrélation sur le
graphe BVS-RV dans le cas où les vitesses sont induites par un tache. Grâce
à ces simulations on obtient aussi des relations quantitatives entre l’ampli-
tude de vitesse, la surface de la tache et le v sin i de l’étoile. On montre de
plus l’effet du type spectral de l’étoile (effet faible comparé à fr ou v sin i),
de l’inclinaison de l’étoile et de la position de la tache. Dans chaque cas l’ef-
fet en photométrie est aussi donné. Enfin, l’effet chromatique est présenté
comme un diagnostic pour la discrimination entre planète et tache.

Ces résultats ont fait l’objet d’un article dans A&A et de présentations
orales aux journées de la Société Française d’Astronomie et d’Astrophysique
(SF2A) en juillet 2007, au Joint European and National Astronomy Meeting
(JENAM) en août 2007, ainsi qu’au workshop international Extra Solar
Super-Earths à Nantes en juin 2008.
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ABSTRACT

Aims. It is known that stellar activity may complicate the analysis of high-precision radial-velocity spectroscopic data when looking
for exoplanets signatures. We aim at quantifying the impact of stellar spots on stars with various spectral types and rotational velocities
and comparing the simulations with data obtained with the HARPS spectrograph.
Methods. We have developed detailed simulations of stellar spots and estimated their effects on a number of observables commonly
used in the analysis of radial-velocity data when looking for extrasolar planets, such as radial-velocity curves, cross-correlation func-
tions, bisector velocity spans, and photometric curves. Stellar and spot properties are taken into account, as well as the characteristics
of the spectrograph used (generally HARPS). The computed stellar spectra are then analyzed in the same way as when searching for
exoplanets.
Results. 1) A first grid of simulation results (radial-velocity amplitudes, bisector velocity-span amplitudes and shapes, and photom-
etry) is built for F-K type stars, with different stellar and spot properties. 2) It is shown quantitatively that star spots with typical
sizes of 1% can mimic both radial-velocity curves and the bisector behavior of short-period giant planets around G-K type stars with
a v sin i lower than the spectrograph resolution. For stars with intermediate v sin i, smaller spots may produce similar features. Such
spots may complicate the search for low-mass planets on short-period orbits. In these cases, additional observables (e.g., photometry,
spectroscopic diagnostics) are mandatory to confirm the presence of short-period planets. We discuss these possibilities and show
that, in some cases, photometric variations may not be enough to clearly rule out spots as explanations of the observed radial-velocity
variations. This is particularly important when searching for super-Earth planets. 3) It is also stressed that quantitative values obtained
for radial-velocity and bisector velocity-span amplitudes depend strongly on the detailed star properties, on the spectrograph used,
on the line or set of lines used, and on the way they are measured. High-resolution spectrographs will help in distinguishing between
spots and planets.

Key words. techniques: radial velocities – stars: early-type – stars: planetary systems – stars: starspots – stars: activity

1. Introduction

Most of the exoplanets detected so far have been identified
thanks to the so-called radial velocity (RV) technique, and many
more are expected to be found with presently ongoing surveys.
Moreover, thanks to precision improvement, planets with masses
as low as a few Earth masses are a priori detectable, and it is ex-
pected that planets with masses similar to the Earth’s will be
detectable in the future if precision of a few cm s−1 is reached.
However, it has been known for a long time that stellar activity
(spots, pulsations) can also induce RV variations that can be pe-
riodic and mimic those induced by planets. Then, there might be
risks of misinterpretating RV variations when they have periods
shorter than or equal to the star rotational period.

An illustration of potential difficulties encountered with stel-
lar phenomena is 51 Peg itself. Gray (1997) argued that the
RV variations reported by Mayor & Queloz (1995) and attributed
to an orbiting planet with a 4-day period were instead due to
some stellar phenomenon. Gray (1997) indeed claimed the pres-
ence of bisector shapes characteristic of stellar spots or pul-
sations. However, no quantitative modeling of the amplitude

⋆ Based on observations made with the ESO/HARPS spectrograph at
the 3.6 m telescope, La Silla.

expected for RV or bisector variations were provided. It rapidly
turned out that these claims were wrong: in fact Hatzes et al.
(1998) did not confirm those peculiar bisector variations on the
basis of more data at a higher signal-to-noise ratio (SN). Also,
very precise photometry did not reveal any variations down to
a level of ∆(b + y)/2 = 0.2 ± 0.2 mmag (Henry et al. 1997),
sufficient enough to reveal the presence of stellar spots. Finally,
the planet around 51 Peg was confirmed, even though Brown
et al. (1998), based on a detailed analysis of the possible effect
of pulsations, concluded that they cannot exclude the possibility
of pulsations as the source of 51 Peg RV variations. This ex-
ample shows that stellar activity (spots, inhomogeneities, pulsa-
tions) has to be taken into account when analyzing RV data of
potentially short-period planets. We focus in the following on
star spots.

When modeling stellar activity, Saar & Donahue (1997)
made first quantitative estimations of the impact of stellar spots
on the RV curve of Fe I lines at about 6000 Å, in the simple
case of an equatorial spot with Tspot = 0 K on an edge-on solar-
type star. They showed that peak-to-peak RV amplitudes up to
a few hundred m s−1 can be produced by spots or convective
inhomogeneities, depending on the spot size and the projected
rotational velocity of the star. They derived quantitative laws for

Article published by EDP Sciences and available at http://www.aanda.org or http://dx.doi.org/10.1051/0004-6361:20078144
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the RV amplitude, as well as for the bisector velocity-span1 am-
plitude. They showed that the effect of the star’s projected rota-
tional velocity is important for detecting RV variations, but even
more for detecting bisector variations. Saar et al. (1998) also es-
timated the impact of inhomogeneous convection from the study
of the bisector velocity-span itself. They conclude that inhomo-
geneous convection also leads to RV and bisector velocity-span
variations up to a few tens m s−1. They measured the weighted
dispersions on RV measurements on a sample of G and F-type
stars and found that, for G-type stars with ages about 0.3 Gyr
(with rotational velocities of about 8−10 km s−1), σ′v ranges be-
tween 20 and 45 m s−1. Later on, Paulson et al. (2004) measured
a jitter up to 50 m s−1 due to stellar activity in a sample of Hyades
dwarfs. Note that Saar & Donahue (1997) had also pointed out
that convective inhomogeneities can lead to even larger RV vari-
ations, especially for G2V-type stars.

Generally, observers have tried to examine either the photo-
metric curves or the bisector variations, in addition to RV data,
whenever RV variations with short periods were observed. As far
as photometry is concerned, the maximum amplitude of varia-
tions in milli-magnitude is ≃2.5 f (Saar & Donahue 1997), where
f (in %) is the fraction of the stellar disk covered with the spot.
Depending on spot size and photometric precision, such varia-
tions may or may not be detectable. An example of the impact
of these complete studies is HD 166 435 (≃200 Myr, G0V), for
which Queloz et al. (2001) rejected one short-period (3.8 days)
planet candidate, based on bisector measurements, Ca II lines,
and photometric observations.

In this paper, we investigate in more detail the impact of stel-
lar spots on RV curves and on other diagnostics that are com-
monly used to disentangle cases of stellar activity from those
of planets. We compute the visible spectra of stars with vari-
ous spectral types (from F to K), projected rotational velocities
and orientations, covered with one spot of different sizes and at
different positions. Then, we quantify the resulting RV, bisector
velocity-span, and photometric variations. We finally present the
results and discuss the impact on RV studies.

2. Description of the simulations

We define the following parameters for the star: temperature Teff,
gravity log g, rotational velocity vrot, inclination i, metallic-
ity [Fe/H], microturbulent velocity vmicro, macroturbulent veloc-
ity vmacro. We assume vmicro = 1.5 km s−1 and vmacro = 0.9 km s−1

for a G2V star, and a limb-darkening coefficient ǫ = 0.6. For
the spot, the free parameters are the spot colatitude θ on the star
surface, the temperature Tspot, and the spot size described by the
parameter fr, which is the fraction of the visible hemisphere cov-
ered by the spot2.

2.1. Spectrum computation

Our simulations use Kurucz models (Kurucz 1993). The 3D stel-
lar surface is divided into longitudinal and latitudinal sections.
The number of cells is tuned so that the velocity sampling is

1 The bisector velocity-span measures the global slope of the bisector
(Hatzes 1996) and allows shape variations of the lines to be detected.

2 For a small spot (α ≪ 1) defined by its semi-angle α (2α is the
angle under which the spot is seen from the star center), fr = 1 − cosα.
Note that this fraction is not identical to the fraction of the projected
area covered by the spot fp on the 2D stellar disk, which is equal to
sin2 α for a low spot. For small values of α, we have fp = 2 fr. Hereafter
the spot size used is assumed to be fr unless specified.

better than the resolution of the generated Kurucz spectrum. The
resolution of Kurucz spectra is chosen to be twice the intrinsic
resolution of the instrument we wish to simulate.

For a given set of stellar and spot properties, we first com-
pute a synthetic spectrum using Kurucz models without rota-
tional broadening. Then, we apply this spectrum to each cell,
shifting the spectrum according to the Doppler law, taking its
radial velocity into account. We then sum up the contributions
of each cell, weighted by the cell’s projected surface and limb-
darkening, and taking the presence of a spot into account, when
relevant. If a cell is covered by a spot, we use the black-body
law for each wavelength of the spectrum to evaluate its weight
compared to the same cell without spot (i.e., at Tspot = Teff). We
generate the resulting stellar spectra at different epochs of the
star’s rotational phase. Typically, we take 20 epochs to cover
the phase. Each spectrum is convolved with the instrumental
point spread function (PSF). The spectra are computed in the
range 377−691 nm, corresponding to the High-Accuracy Radial-
velocity Planet Searcher (HARPS, Mayor et al. 2003) wavelength
range or, in some cases, in a range corresponding only to one or-
der of the spectrograph (see below).

2.2. RV, bisector, and photometric variations

We select, for each order, ranges for the spectrum that will be
considered to compute the RVs and cross-correlation functions
(CCFs). This selection is made so that we include neither broad
lines, such as those of H or Ca, nor those from telluric origin.
From these synthetic spectra, we then used the method described
in Chelli (2000) and Galland et al. (2005a) to derive the RVs, the
CCFs, bisectors, as well as bisector velocity-spans for each order
of the spectrum or for the global spectrum. The method for com-
puting the RVs consists in a kind of correlation in Fourier space
of each spectrum and a reference spectrum built by summing
up all the spectra, which are specific to this star. This method
is fairly equivalent to the CCF one for G-K type stars, but is
more suited to the case of A and F-type stars with v sin i typically
greater than 10−15 km s−1. The bisector shape of the lines and
the resulting bisector velocity-span are estimated on the CCF in
the same way as in Queloz et al. (2001). Note that, whenever we
wish to compare with real data, it is possible to add noise to the
spectra so as to mimic real data as closely as possible. Finally,
we also derive the photometric curve over the rotational period
at 550 nm.

In the following we compute the RV, bisector, and photo-
metric variations over a wavelength range narrower than the full
HARPS wavelength range (some orders were not even considered
in some cases), and it corresponds to the part of the spectrum
that is not affected by atmospheric lines. This choice was made
in order to stick as closely as possible to the reduction of ac-
tual A-F data, presented for instance in Galland et al. (2005a,b;
2006a,b).

2.3. Example

Figure 1 shows an example of a spot located at a colatitude θ =
30◦, covering 1.02% ( fr) of the visible surface of a G2V-type star
(Teff = 5800 K), with v sin i = 7 km s−1 and i = 30◦. The RV curve,
CCFs, and bisectors are shown, as well as the bisector velocity-
span as a function of RV. Finally, we also show the photometric
curve. In this example, we see that the spot produces an RV curve
similar to what can be observed when a planet (0.51 MJup with
a 3.7-day period) orbits a star with a peak-to-peak amplitude of
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CCF – Bisect : norm flux = f( [km/s] ) Bisectors : norm flux = f( [m/s] )

Span Extr Diff [m/s] = f(RV Four [m/s])

RV Fourier [m/s] = f(day)
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Fig. 1. Example of a spot at θ = 30◦ with a size of fr = 1.02% on a
G2V-type star rotating with v sin i = 7 km s−1 and seen with an inclina-
tion i of 30◦ with respect to the line of sight: star spot, RV curve, CCFs,
bisectors, bisector velocity-span curve, photometric curve. Values mea-
sured on the whole spectrum. Part of the spectrum used: orders #10 to
#58. A Keplerian model with 0.51 MJup and a 3.7-day period would fit
the RV data well (bottom).

145 m s−1. The bisectors clearly produce an umbrella-like shape,
and the bisector velocity-span is clearly correlated to RV varia-
tions. Its peak-to-peak amplitude is≃120 m s−1. The photometric
amplitude is 1% peak-to-peak. This case is similar to the one of
HD 166 435 (Queloz et al. 2001).

3. Order-to-order variations

We first tried to check the dependence of the obtained values
of A (peak-to-peak amplitude of RV variations) and S (peak-to-
peak amplitude of the bisector velocity-span variations) on the
spectral orders. Figure 2 shows the values obtained for A and
S in the case of v sin i = 2, 3, 5, and 7 km s−1 as a function of
the order (i.e., of the wavelength). We see that the estimations of
A vary within about 10%, with a smooth trend, decreasing with
increasing order. The slopes of the trends for the different v sin i
are given in the Table A.1. We see that the absolute value of the
slope increases with v sin i.

The estimations of S show a higher dispersion; nevertheless,
a general trend is also observed (see Table A.1). This higher dis-
persion observed for the bisector velocity-span comes from the
fact that CCFs and resulting bisector velocity-spans are more
sensitive than the RVs to line shapes and blends, given our
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Fig. 2. Measured RV amplitude (top) and bisector velocity-span ampli-
tude (bottom) as a function of order number; assuming an equatorial
spot with fr = 1.07% size on a G2V-type star seen edge-on and with
v sin i = 2, 3, 5, and 7 km s−1 (from bottom to top curves). Part of the
spectrum used: orders #10 to #58.

RV measurement method. As a matter of fact, the CCF is the av-
erage of several lines with shapes that differ from one to another;
averaging over a single order with a small number of lines (a few
tens of lines per order presently) does not completely average out
the effects of individual line shapes. This effect is even stronger
when considering stars with larger v sin i, as more blends, even
with faint lines, affect the line shapes.

There are several consequences:

– If we are satisfied with results on A with a 10% range of
validity, then we can use only one single order. If we need
results with better accuracy, we have to compute the whole
stellar spectrum.

– Given the observed dispersion on the bisector velocity-span,
quantitative results or laws derived from a single line or set
of lines (e.g., Saar & Donahue 1997; or Hatzes 2002) should
not be used for quantitative comparison with “global” CCFs
(i.e., obtained using the whole spectrum).

– Inter-comparison of S values based on averaged CCFs over
the whole spectral range should be restricted to stars with
similar spectral types and projected rotational velocities be-
cause of their strong effect on the broadening of lines.

– The chromatic dependence of A, even though limited to a
level of about 10%, may be used as a very precious additional
criterion for spot/planet diagnostics. This will be developed
more later. Also, observing in near-infrared will allow re-
duction of the effect of spots and thus allow detection of less
massive companions of active stars.

Note that, even though these trends have been shown in the case
of an edge-on solar-type star, they would qualitatively remain for
other geometries.
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Table 1. Cases for which full spectra were used (G2V-type stars).

i θ fr v sin i

(◦) (◦) (%) (km s−1)
90 90 1.07 2, 3, 5, 7, 10
90 90 0.5, 1.07, 1.22, 1.98 7
60 60 0.99 2, 5, 7
30 40 0.99 2, 7
10 60 1.03 2, 7
30 30 0.99 2, 5, 7
10 10 0.95 2, 5, 7

4. Edge-on G2V-type star – equatorial spot

We have so far computed a limited series of simulations of com-
plete spectra for different values of star’s projected rotational
velocities, inclinations, and different spot characteristics (see
Table 1). In this section we present the results for an edge-on
star (i = 90◦) with an equatorial spot (θ = 90◦).

4.1. General results

For a given spot location, the values of A, S , and the bisector
shapes strongly depend on the star’s projected rotational veloc-
ity. Figures 3 and 4 show as an illustration the RV, bisectors,
bisector velocity-span, and photometric curves obtained respec-
tively for v sin i = 2 and 7 km s−1. The peak-to-peak amplitude
of the RV increases from 37 to 155 m s−1, i.e., roughly propor-
tional to v sin i. This was expected from the first-order simula-
tions quoted above. More striking and important are the dif-
ferences observed in the bisector variations. Even though we
observe an umbrella-like shape for the bisectors in the case of
high-enough v sin i (note that this umbrella-like shape is also ob-
served in Fig. 1), as well as a clear correlation between A and
S (inclined “8” shape), we only observe a shift in the case of
low v sin i. In this case, when the v sin i value becomes lower than
the spectrograph resolution (non-resolved lines), the effect of a
change of shape in the stellar lines only results in a shift (at first
order) after convolution with the instrumental PSF, which one
can understand easily: the shape then results essentially from the
shape of the PSF. In such a case, it will not be possible to find
correlations between the bisector velocity spans and RVs. We es-
timate that the astrometric effect of this 1% equatorial spot on an
edge-on star at 550 nm is a photocenter shift of 73 µAU (thus,
7.3 µas at 10 pc), assuming a stellar radius equals 1 R⊙.

4.2. Impact of spot size and v sin i on the RV amplitude

We first checked with a full spectrum that the effect of the spot
size is the same for every order. To do so, we compared the A val-
ues obtained for each order, assuming a star with edge-on spots
with sizes of 0.5 and 1.07%. The values are found to be iden-
tical from one order to the next one within less than 1%. We
then performed several simulations on order #31, assuming dif-
ferent values of fr ranging between 0.5 and 2%. The amplitudes
of RV variations measured on order #31 are found to be propor-
tional to the spot size (Fig. 5). Altogether, this shows that the
RV amplitude measured on the whole spectrum is proportional
to the spot size.

Figure 6 provides the amplitude of the RV variations, A, as a
function of v sin i, measured on whole spectra, for a spot size of
1%. We find that in the investigated range of v sin i, A depends
almost linearly on the star’s projected rotational velocity. More
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Fig. 3. A 1.07% equatorial spot on an edge-on G2V-type star rotating
with v sin i = 2 km s−1: star spot, RV curve, CCFs, bisectors, bisector
velocity-span curve, photometric curve. Values measured on the whole
spectrum. Part of the spectrum used: orders #10 to #58. In this case with
a v sin i value lower than the spectrograph resolution, the bisectors are
only shifted (without change of shape) even if the origin of RV varia-
tions is the presence of a spot.
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Fig. 4. Same as Fig. 3 but with v sin i = 7 km s−1. In this case with a
v sin i value greater than the spectrograph resolution, the bisectors un-
dergo changes of shape from the presence of a spot that also leads to
RV variations.

precisely, with fr fixed to 1.07%, we find A = 17 (v sin i)1.1. Then
we can conclude that

A = 16 fr (v sin i)1.1, (1)

where fr is expressed in percent, and v sin i in km s−1.



M. Desort et al.: Search for exoplanets with the radial-velocity technique: quantitative diagnostics of stellar activity 987

0 0.5 1 1.5 2 2.5 3

0

100

200

300

400

fr [%]

A
 a

n
d
 S

 [
m

 s
-1

]

Fig. 5. A (filled circles) and S (open circles) as a function of the spot
size fr, for an equatorial spot on an edge-on G2V-type star with v sin i =
7 km s−1. Values measured on the whole spectrum. Part of the spectrum
used: orders #10 to #58.
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Fig. 6. A and S as a function of the star’s projected rotational ve-
locity, for an equatorial spot on an edge-on G2V-type star. Values
measured on the whole spectrum. Part of the spectrum used: or-
ders #10 to #58. A varies approximately linearly with v sin i. S varies

as
(√

(v sin i)2 + v20 − v0

)α

. If we take into account the instrumental res-

olution (dashed line) α ≃ 1.8, otherwise (dotted line) α ≃ 2.5 (see text).

4.3. Impact of spot size and v sin i on the bisector
velocity-span

Similarly, we checked that the S/ fr values do not depend
on the spot size. Then, using spectra over the whole order
range, we find that in the investigated range of values of v sin i
(2−10 km s−1), S strongly depends on the star’s projected rota-
tional velocity, as can be seen in Fig. 6. More precisely, we find
that

S = 6.5 fr

(√

(v sin i)2 + v20 − v0

)1.8

, (2)

where v0 is the instrumental width (v0 fixed to 3 km s−1 given
a resolution of 100 000 in the case of HARPS). The resolution
plays a crucial role for the bisector determination: if we do not
take it into account, we obtain S = 0.79 fr (v sin i)2.5, and the
χ2 value for the fit is multiplied by 3. This means that the PSF
affects the shape of the star spectrum, and the less the lines are
resolved the stronger this effect. If v sin i is negligible in compar-
ison to v0 (lines not resolved), then S is negligible (in compari-
son to A for example), which is consistent with the fact that the
deformation of the stellar spectrum then only results in a small
shift of the observed spectrum.

Besides, we note that for a given v sin i, A/S does not depend
on fr. Hence A/S depends almost only on the star parameters,
Tspot, and spot location.

4.4. Impact of the instrumental resolution on the bisector
velocity-span

To test the impact of instrumental resolution, we computed sim-
ulations of an equatorial spot ( fr = 1%) on a G2V-type star, seen
edge-on, taking the instrumental profile into account or not3.
When taking it into account, we assumed the resolution to be
100 000 (HARPS) or 50 000. Two cases of stellar projected ro-
tational velocities have been considered: 3 km s−1 and 7 km s−1.
Figure 7 shows the obtained values of A and S , order per order. It
can be seen that taking the instrumental PSF into account leads
to lower values of both A and S , and the values decrease when
the spectral resolution decreases. We also see that the impact on
S is much stronger than the impact on A. In the case of the bisec-
tor velocity-span, the values obtained are a factor of two smaller
than the ones obtained when neglecting the instrumental profile.

4.5. Comparison with previous results

Assuming an equatorial spot with a temperature of 0 K, on an
edge-on, solar-type star, Saar & Donahue (1997) find that the
amplitude of the RV variations of the 6000 Å Fe I line, expressed
in m s−1, follows the law AS ≈ 6.5 f 0.9v sin i where AS = A/2, f
is the fractional projected spot size (previously defined fp), and
v sin i the projected rotational velocity, expressed in km s−1. Note
that they did not take any instrumental resolution into account.
They also derive the following law for the amplitude of bisector
velocity-span variations, in m s−1: AS ,span ∼ 0.11 f 0.9(v sin i)3.3

with AS ,span = S/2.
Using the Ca I 6439 Å line, and also assuming an equatorial

spot with Teff −Tspot = 1200 K on an edge-on solar-type star and
a spectral resolution of 0.043 Å (R = 150 000), Hatzes (2002)
find AS = (8.6V − 1.6) f 0.9 and AS ,span = (22− 16V + 3.3V2) f 0.9

where f seems to be the projected spot size ( fp). He claims that
his results are compatible with those of Saar & Donahue (1997),
while assuming a very different temperature for the spot. This is
in fact surprising as spot temperature certainly impacts the RV
and bisector velocity-span amplitudes (see below). We find the
laws (1) and (2) for an equatorial spot on an edge-on G2V-type
star, simulated with HARPS. They are obtained using the whole
spectrum between orders #10 and #58. We recall that fr = fp/2.

One has to be careful when comparing the results of differ-
ent simulations. Indeed, as illustrated before, 1) the choice of
different lines or wavelength ranges to measure the different pa-
rameters (already highlighted by Gray 1982), 2) the spot temper-
atures, and 3) the instrumental resolution, all have a significant
impact on the values obtained for the bisector velocity-span. We
find a quasi linear dependence of A as a function of f (Fig. 5), as
found by the other authors and believe that the differences found
between the power dependence on f or v sin i for the amplitude
(power 0.9 for Hatzes 2002 and power 1 for the present work) is
probably not significant.

Considering an edge-on G2V-type star with v sin i = 7 km s−1

and Teff = 5800 K, an equatorial spot with fr = 1.07% ( fp =

2.14%), and Tspot = 100 K, for a single line at 6006 Å, we find

3 Note that even without taking the instrumental profile into account,
the spectrum is still sampled over 4096 pixels per order, resulting in an
instrumental resolution of 300 000.
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Fig. 7. A and S as a function of order number when taking the instru-
mental profile into account (crosses: R = 50 000; open circles: R =
100 000) or not (filled circles, corresponding to R = 300 000). Two cases
are shown: G2V-type star with v sin i = 3 km s−1 (two upper panels) and
with v sin i = 7 km s−1 (two lower panels). In both cases, an equatorial
spot with 1% size is assumed. Values measured from order #10 to #58.

A = 200 m s−1 and S = 238 m s−1. Saar & Donahue (1997) find
A = 180 m s−1 and S = 268 m s−1 for Tspot = 0 K, and the results
are in reasonable agreement. If we take another line at 6439 Å
with Tspot = 100 K, we find A = 192 m s−1 and S = 125 m s−1.
This shows that S strongly depends on the line chosen. If we
now try to compare our results with those of Hatzes (2002) with

the same parameters, except Tspot = 4600 K and a single line at
6439 Å, we find A = 121 m s−1 and S = 81 m s−1, while he finds
A = 232 m s−1 and S = 284 m s−1. The discrepancy is quite im-
portant there. It shows that probably the Saar & Donahue (1997)
and Hatzes (2002) results were in fact not compatible. We note
that using Hatzes (2002) laws with f = fr instead of fp would
lead to more similar results (A = 125 m s−1 and S = 152 m s−1).

All this shows that one should not make any quantitative
comparison of bisector velocity-span values or A/S obtained
on real data with formulas such as those proposed by Saar &
Donahue (1997), Hatzes (2002), or this paper. Dedicated simu-
lations corresponding to the same instrument and star properties
should be performed, at least to calibrate the dependence for a
given instrument.

5. Spot at different latitudes on an edge-on

G2V-type star

We ran several single-order (#31) simulations for a spot of vari-
ous sizes ( fr = 0.5−2%), located at different colatitudes: θ = 90,
60, 30, and 10◦. We find again that, for a given star, the A/S ratio
does not depend on the spot size and that A/ fr and S/ fr follow
laws as a function of v sin i, with powers similar to those obtained
in the case of an edge-on star with a similar velocity.

Globally, the amplitudes of A and S decrease with increasing
latitudes of the spot. In those circumstances, more cases occur
where bisector velocity-span variations may not be detectable.
Of course, in the present case (edge-on star), the RV curve and
the photometric curve will be constant half of the time, and it
will be easier to distinguish RV variations due to a companion
from RV variations due to a stellar spot. Nevertheless, cases with
several spots might be problematic.

6. Spot on an inclined G2V-type star

Obviously this case is more interesting in the framework of
RV planets as the spot may be seen over the whole rotational
phase of the star. As before, we computed a few simulations
over the whole spectrum (see Table 1), as well as more numer-
ous single-order (#31) simulations of a spot on an inclined star.
For the detailed simulations, we assumed a spot of 1%.

6.1. Examples

Figure 1 (G2V-type star, i = 30◦, θ = 30◦, 1.02% spot, v sin i =
7 km s−1) and Fig. 8 (G2V-type star, i = 10◦, θ = 60◦, 1.03% spot,
v sin i = 2 km s−1) show examples of results obtained when the
whole spectral range is used (orders #10 to #58). Table 2 gives
examples of values obtained for A and S using the whole spectra
and a spot with fr ≃ 1%, and the diagnostics that can be used to
detect if it is activity-induced RV. A/S is independent of fr, thus
those values can be scaled down. We note that the features pre-
sented in Fig. 8 are identical to those expected from an orbiting
planet (0.1 MJup with a 4.4-day period). Orbiting planets produce
periodic RV curves. The CCF shape does not change with time;
instead, the CCFs are just shifted one to the other, consistently
with a Doppler-shift of the spectra induced by the presence of a
planet.

In fact, for stars with non-resolved lines (low v sin i), when
relatively low-amplitude periodic RV variations with short pe-
riods are observed, the bisectors are just shifted and similar to
those produced in the case of a planet. Additional observables
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Fig. 8. Spot located at θ = 60◦ with a size of 1.03% on a G2V-type star
seen almost pole-on (i = 10◦), rotating with v sin i = 2 km s−1: star spot,
RV curve, CCFs, bisectors, bisector velocity-span curve, photometric
curve. Values measured on the whole spectrum. Part of the spectrum
used: orders #10 to #58. In this case with a low v sin i value, the bisectors
are only shifted, the RV curve mimics a companion, and the photometric
variation is small. A Keplerian model with 0.1 MJup and a 4.4-day period
on a circular orbit would fit the RV curve.

are mandatory for attributing those variations either to planets or
to spots.

6.2. Discussion of various cases

In the case of low v sin i, for a given star inclination, the de-
tailed shape of the RV curve depends on the spot latitude.
Figure 9 shows different shapes that can be obtained with
v sin i = 2 km s−1. We can distinguish several cases:

– A: star at high inclination (i = 90◦). The spot is hidden part
of the time, its projected size varies considerably along the
rotational phase (equal to 0 when the spot is not visible), thus
photometric variation is high (Table 2).

– B: star fairly inclined (i = 30◦). The spot is seen along the
whole rotational phase (with θ = 40◦), and its projected size
does not change as much as in the previous case. Photometric
variation is smaller (Table 2).

– C: star very inclined (i = 10◦). The spot is not very far
from the equator (θ = 60◦), it is seen along the whole ro-
tational phase, but its projected size variation is smaller than
in the previous case. Photometric variation is much smaller
(Table 2).

– D: star very inclined (i = 10◦). The spot is close to the pole
(θ = 10◦), it is seen along the whole rotational phase, and
its projected size varies very little along the rotational phase.
Photometric variations are very small (Table 2).

Apart from the first curve (A), we can find a Keplerian model
that is acceptable, even if those with small i or with a spot near
the pole are better. For intermediate inclinations, the departure
from a 1-planet Keplerian model is small and the Keplerian fits
are quite acceptable (Fig. 1).
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Fig. 9. RV-curve shapes for various configurations (see text).

Table 2. Values obtained for A (m s−1), S (m s−1) and ∆V (mmag) for
a G2V-type star with v sin i = 2, 5, and 7 km s−1, and diagnostics that
can be used to detect if it is activity-induced RV (v: RV, in some cases;
b: bisectors; p: photometry).

i θ A/S A/S A/S ∆V

2 km s−1 5 km s−1 7 km s−1

(◦) (◦) (m s−1) (m s−1) (m s−1)
90 90 37/2.1 103/43 155/108 20.2

v, p v, b, p v, b, p
60 60 34/1.8 98/39 147/105 19.5

p b, p b, p
30 40 34/2 97/20 145/100 14

p b, p b, p
30 30 31/1.9 92/39 145/104 13

p b, p b, p
10 60 25/1.1 65/21 94/51 5.7

p b, p b,p
10 10 16/1.2 48/27 76/75 1.8

p? b, p? b, p?

Concerning the RV and bisector velocity-span amplitudes,
it can be seen that, for a given v sin i, A and S decrease when
the star and spot inclinations decrease. Moreover, A and S have
different values depending on v sin i. More precisely, we can dis-
tinguish several cases4:

– For large v sin i (around 7 km s−1), A/S ∼ 1.0−1.5; hence,
when RV variations are detected, bisector velocity-span vari-
ations will also be detected in most cases, but for very small
spots where it is below the detection limit while A is still
detected. At high inclination, we may find cases where vari-
ations in A are detected, whereas those of S are not (e.g., fr =
0.1%, i = 90◦). However in such cases, variations will not be
observed over the whole phase, so there is no risk of con-
fusion between planets and spots, except in very particular
and unlikely configurations with several spots. At very low
inclinations (i ∼ 10−20◦) and low θ, A/S ∼ 1, which means
that, if RV variations are detected, variations in S with simi-
lar amplitudes can be detected.

– For low v sin i (2 km s−1), A/S ≫ 5, and it is independent
of fr; S is always smaller than 3 m s−1, whereas A is larger
than 6 m s−1 for fr = 1%. Moreover, in the case of low in-
clinations of star and spot, the photometric variations may

4 We assume that A or S will be detectable with good confidence if
they are larger than 6 m s−1 (with HARPS); we recall that A and S refer
to peak-to-peak amplitudes.
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become smaller than 5 mmag, i.e., difficult to detect rou-
tinely. In the example shown in Fig. 8 (i = 10◦, θ = 60◦),
the amplitude of photometric variations is 5.7 mmag (peak
to peak), twice as small a spot would produce twice as small
a photometric variation.

– For intermediate v sin i (5 km s−1), A and S variations are al-
ways detectable for fr = 1%. A simple scaling shows, how-
ever, that for much lower values of fr (e.g., 0.2%), RV vari-
ations could be detectable while S would not. This would
happen for low values of i and θ, and the amplitude of photo-
metric variations would become undetectable (at a 0.4 mmag
level for a 0.2% spot). It is thus mandatory to carry out photo-
metric measurements below the 1 mmag level to detect such
problematic cases.

– There still remains a narrow range of situations where A
can be detected, whereas S cannot. This would happen for
i ∼ 30◦, fr ∼ 0.02%. In that case A ∼ 3 m s−1 and S ∼
2 m s−1. And the corresponding∆V would be on the order of
0.3 mmag, hence undetectable.

7. Equatorial spot on other types of stars

We computed various simulations for two other types of stars,
namely a F6V and a K2V. Here we present the results of those
simulations and analyze them.

7.1. F6V-type star

We assumed an edge-on F6V-type star with a 1% spot. The
star’s projected rotational velocity was assumed to be 2, 7, or
20 km s−1. We assumed as before a difference of 1200 K be-
tween the star and the spot temperatures: Teff = 6200 K, Tspot =

5000 K. We also assumed vmacro = 1.5 km s−1.
Figure 10 shows the values of A and S obtained for differ-

ent v sin i. We find the following relations between A, S , fr, and
v sin i, with v0 still fixed to 3 km s−1 (see Fig. 14):

A = 15.4 fr (v sin i)1.1, (3)

S = 7.1 fr

(√

(v sin i)2 + v20 − v0

)1.5

. (4)

In Fig. 11, we show an example of comparing with real obser-
vations and the present simulations: the RV of an F7V-type star
with v sin i = 9.6 km s−1,5 measured with HARPS and our soft-
ware, are variable (left, top), but the profile of the CCFs changes
as a function of time (left, bottom). Our simulations of the same
kind of star show that these variations (right, top: phased) can
result from the presence of a spot induced by stellar activity: we
obtain the same behavior of the CCF and the same correlation
between the corresponding bisector velocity-span and RV (right,
bottom), with the same amplitude levels. The value of log R′HK is
rather high, namely −4.3, which effectively indicates a relatively
high level of activity. We note that this is coherent with the high
level of amplitude variations (>200 m s−1 peak to peak).

7.2. K2V-type star

We also conducted full-order simulations in the case of a
K2V-type star with Teff = 4800 K, Tspot = 3600 K, and vmacro =

0.9 km s−1. The star was assumed to be seen edge-on and the

5 Estimated from the CCF, Glebocki (2000) gives v sin i = 7 km s−1,
the simulation uses 11 km s−1 to reproduce the slope of the correlation.
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Fig. 10. Measured A and S as a function of order number; assum-
ing a 1% equatorial spot on an edge-on F6V-type star with v sin i = 2
(squares), 7 (circles), and 20 km s−1 (triangles).

spot to be equatorial. Different values of v sin i were used: 2, 3,
5, and 7 km s−1. Figure 12 shows the values of A and S obtained
for different v sin i. We find the following relations between A,
S , fr, and v sin i, with v0 still fixed to 3 km s−1 (see Fig. 14):

A = 18.3 fr (v sin i)1.1, (5)

S = 10.0 fr

(√

(v sin i)2 + v20 − v0

)1.7

. (6)

As an illustration, we tried to find whether we could explain the
RV and bisector velocity-span variations observed with HARPS
in the case of a K1V-type star. Figure 13 shows such an exam-
ple: the RV, measured with HARPS and our software, are vari-
able (top) with an amplitude of 130 m s−1, but the profile of the
CCF changes as a function of time (center and bottom), with
a bisector velocity-span amplitude of 50 m s−1. We find that a
close-to-equatorial, 1% sized spot located on a star rotating with
v sin i = 5 km s−1 could produce similar amplitudes. Note that the
value of log R′HK is −4.3 for this star, which is consistent with the
presence of a relatively high level of activity.

7.3. Comparison to G2V-type stars

Table 3 summarizes the values of A, S , and ∆V obtained for
these edge-on F6V and K2V-type stars with various v sin i and
a 1% equatorial spot. It allows for comparison with G2V-type
star (second column). Figure 15 shows the comparison between
F6V and K2V spectral types with respect to G2V order-to-order
A and S measurements. Globally, one sees that, for a given set
of conditions (spot location and size, star inclination, and v sin i,
Teff , and Tspot), the amplitude of RV and bisector velocity-span
variations increase when we go from F6V to K2V-type stars. For
a given v sin i, this means that it will be more difficult to detect
bisector velocity-span variations in the case of F6V-type stars
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Fig. 11. Example of comparison of an active F7V-type star (v sin i ∼
9.6 km s−1) between real observations (left) and the present simula-
tions (right): we obtain similar RV variation amplitudes (top), CCF be-
havior (center) and correlation between bisector velocity-span and RV
(bottom).
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Fig. 12. Measured A and S as a function of order number; assuming
a 1% equatorial spot on an edge-on K2V-type star with v sin i = 2
(squares), 3 (circles), 5 (triangles), and 7 km s−1 (diamonds).

than in the case of G2V-type stars and easier for K2V-type stars.
However, one has to note that F6V-type stars rotate an average
faster than G2V-type stars. The occurrence of cases where possi-
ble confusions between planets and spots should thus decrease,

o−
−

o−
−

o−
−

o−
−

o−
−

o−

o−
−

o−
−

o
−
−
o−
−
o−
−

o−
−

o−
−

o−
−o
−
−

o
−

−

o−
−

o−
−o−
−

o−
−o−
−

o−
−o−
−

o−
−o−
−

o−
−o−
−

o−o−

o−
−o−
−

o−
−o−
−

o
−
−
o
−
−
o−
−o−
−
o−
−o−
−

o−
−o−
−

o−
−o−
−

o−
−o−
−o
−
−
o
−
−

o
−

−
o
−

−

o−
−o−
−

 350  400

–50

 0

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o
o
o

 1500  1550  1600  1650

0.7

0.8

0.9

o
o o

o

o

o
o

o
o
oo

o

o
oo

o
o

| |
−
−

| |
−
−
| |
−

−| |
−

−

| |
−
−

| |
−
−

| |
−

−

| |
−

−| |
−

−| |
−

−| |
−

−

| |
−
−

| |
−

−| |
−
−| |
−

−
| |
−

−

| |
−

−

| |
−
−
| |
−
−

| |
−
−
| |
−
−
| |
−

−
| |
−

−| |
−

−
| |
−

−

| |
−
−
| |
−
−

| |
−
−
| |
−
−

| |
−

−
| |
−

−

| |
−

−
| |
−

−| |
−

−
| |
−

−| |
−

−
| |
−

−| |
−

−
| |
−

−

| |
−
−
| |
−
−

| |
−

−
| |
−

−| |
−
−
| |
−
−| |
−

−
| |
−

−
| |
−

−
| |
−

−

| |
−

−
| |
−

−

–100 –50  0  50

–50

 0

 50

Bisectors : norm flux = f( [m/s] )

Span Extr Diff [m/s] = f(RV Four [m/s])

RV Fourier [m/s] = f(day)

o
o
o
o
o
o
o
o
o
o
o

o
o

o
o

o

o
o
o
o
o
o
o
o
o
o
o

o
o

o
o

o

o
o
o
o
o
o
o
o
o
o

o
o

o
o

o
o

o
o
o
o
o
o
o
o
o
o

o
o

o
o

o
o

o
o
o
o
o
o
o
o
o
o
o
o

o
o

o
o

o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o

o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o
o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o

o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o

o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o

o
o
o
o
o
o
o
o
o
o
o
o
o

o
o

o

o
o
o
o
o
o
o
o
o
o
o
o

o
o

o
o

o
o
o
o
o
o
o
o
o
o
o
o

o
o

o
o

o
o
o
o
o
o
o
o
o
o
o

o
o

o
o

o

 450  500  550  600

0.7

0.8

0.9

Bisectors : norm flux = f( [m/s] )

–50  0  50

–50

 0

 50

Span Extr Diff [m/s] = f(RV Four [m/s])

 0  2  4

–50

 0

 50
RV Fourier [m/s] = f(day)

Fig. 13. Example of comparison of an active K1V-type star (v sin i ∼
4.8 km s−1) with real observations (left) and the present simulations
(right): we obtain similar RV variation amplitudes (top), CCF behav-
ior (center), and correlation between the bisector velocity-span and RV
(bottom).

Table 3. Comparison between F, G and K-type stars.

F6V G2V K2V
(m s−1) (m s−1) (m s−1)

A (2 km s−1) 34 37 43
S 1.1 2.1 3.9
A (3 km s−1) . . . 59 67
S . . . 7.9 14
A (5 km s−1) . . . 103 120
S . . . 43 62
A (7 km s−1) 138 155 175
S 79 108 138
A (10 km s−1) . . . 224 . . .
S . . . 267 . . .
A (20 km s−1) 433 . . . . . .
S 567 . . . . . .
∆V (mmag) 19.1 20.2 25.1

whereas K2V-type stars rotate an average slower than G2V-type
stars, so the occurrence of those cases should increase.

8. Impact on the search for short-period RV planets

and further studies

In the previous sections, we have shown that spots can produce
a variety of features (RV, bisector shapes, and variations), whose
characteristics vary according to the spots and star characteris-
tics. We have also seen that the precise values of RV and, to a
greater extent, the values of the bisector velocity-span depend
on the line or set of lines taken into account and on the spectro-
graph used. A quantitative comparison of the bisector velocity-
span or bisector velocity-span to RV correlation should be made
for the same line or set of lines, acquired with the same spec-
trograph (or at least with the same spectral resolution) and ana-
lyzed with the same software. Working on the full CCF allows
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Fig. 14. A and S as a function of the star’s projected rotational ve-
locity, for an equatorial spot on edge-on F6V, G2V, and K2V-type
stars. A varies approximately linearly with v sin i. S varies as
(√

(v sin i)2 + v20 − v0

)α

. If we take into account the instrumental reso-

lution (dashed lines) α ≃ 1.5 for the F6V-type star, 1.7 for the K2V, oth-
erwise (dotted lines) α ≃ 2.4, and 2.5. Values measured on orders #10
to #58.

individual effects to be averaged out and allows quantitative
comparison to models, provided the models assume spectral
types and projected rotational velocities identical to those of the
star under study and use the same spectral lines and same spec-
tral resolution.

From our studies, spots with typical sizes (1%) at the sur-
face of stars with high v sin i will be easily identified and may be
characterized using the criteria presented above (bisectors, bi-
sector velocity-spans). In the case of stars with low inclinations
and spots near the pole, confusion may however arise when the
RV amplitudes are small (<10 m s−1). The situation is more com-
plex in the case of stars with low v sin i.

For stars with low v sin i, spot features may, in some cases,
mimic those produced by planets. This happens when 1) the ob-
served RV variations have periods similar to the star rotational
period, 2) variations are observed in the RV curves, and at the
same time 3) bisectors do not change in shape, but are just shifted
according to the RV changes. From the study above, this happens
in the case of stars with intermediate v sin i (typ. 5 km s−1) and a
very small (0.1%) spot or in the case of stars with low v sin i com-
pared to the spectrograph resolution (typ. ≤3 km s−1 for a resolu-
tion of 100 000, ≤6 km s−1 for a resolution of 50 000), even with
a spot that has a common (typ. ≤1%) size. When the spot is large
enough and its location favorable, photometry will in general tell
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Fig. 15. Comparison between F6V (squares), K2V (triangles), and G2V
(circles)-type stars for two v sin i (open symbols: 2 km s−1, filled sym-
bols: 7 km s−1). Orders #10 to #72.
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Fig. 16. RV curves as a function of order number. The highest ampli-
tude corresponds to the lowest (blue) order and the lowest amplitude to
the highest (red) order. Here ∆V = 1.3%. Hypotheses: G2V-type star,
v sin i = 2 km s−1, i = 30◦, θ = 30◦, fr = 1%.

whether the variations are due to spots or not. In the case of small
spots and for particular inclinations of the star, the photometric
precision may be out of reach. Of course, the occurrence of such
cases will increase when searching for planets with lower and
lower masses (super-Earths or Earths) for a given orbit, as they
will produce smaller RV amplitudes and bisector shapes compa-
rable to those of smaller spots, i.e., with small S . Note that in-
dicators of activity such as log R′HK may not be sensitive enough
for low levels of activity (hence the low amplitude of RV vari-
ations). Indeed, for levels of activity as low as log R′HK ∼ −4.8,
the level of the amplitude for the RV variations is still a few m s−1

(Santos et al. 2000; Wright et al. 2003).
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The chromatic dependence of A may in such cases help in
distinguishing between planets and stellar spots. Indeed, in the
case of a planet perturbation, no such chromatic dependence is
expected, whereas in the case of spots, chromatic effects will
occur. Figure 16 for example shows the RV curves as a func-
tion of order number in the case of a G2V-type star (v sin i =
2 km s−1) seen with i = 30◦ and a 1% spot located at θ = 30◦.
This spot would produce a photometric variation of 1.3%. The
peak-to-peak difference between the measurements of A in the
first 4 orders and the last 4 orders is 3.8 m s−1, hence could be
detectable with good signal-to-noise data. This provides a pos-
sible additional criterion for testing the origin of RV variations
when bisector velocity-span and/or photometric criteria cannot
be applied. It has the great advantage of being an observable
present in the spectroscopic data themselves.

Will it be possible to invert an observed data set (RV vari-
ations, bisector velocity-span variations, possible photometric
variations)? The unknown parameters are i, number of spots,
temperature of spot, spot colatitude, and spot size. We already
know v sin i increases with earlier spectral types. One spot then
results in 5 free parameters and 2 spots result in 8 free parame-
ters, so it will probably be very difficult to perform this inversion
reliably. Nevertheless, our study shows that, with a given set of
observations, it is possible to make the diagnostic of the presence
of spots, provided we are able to measure the chromatic impact
on A.

This study has assumed a very simple case of a single spot.
Of course, the reality is more complex: the star may be cov-
ered by several spots with different temperatures, at different
latitudes; they may also have inhomogeneities distributed in
complex patterns; in addition the star may undergo complex pat-
terns of pulsation. Simulations will be performed in the future to
explore a wider variety of cases and to test more realistic cases.
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3.2.3 Quelques cas à 2 taches

Avec une seule tache, il n’est pas possible d’obtenir un signal périodique
ressemblant à celui d’une planète, à moins de voir l’étoile inclinée (i faible,
. 45̊ ) sur son axe avec une tache assez haute en latitude. Par contre cela
devient nettement plus aisé avec plusieurs taches réparties à la surface de
l’étoile, quelle que soit l’inclinaison de son axe de rotation par rapport à la
ligne de visée.

Nouveaux paramètres

Lorsque l’on introduit de nouvelles taches c’est la répartition de celles-ci sur
la surface de l’étoile qui va jouer sur la forme et l’amplitude du signal en
vitesse radiale. Afin d’explorer l’effet de taches multiples, on peut étudier
deux cas distincts.

Deux taches en opposition

On considère que les taches sont en parfaite opposition de phase à la surface
de l’étoile (φ1 = 0̊ et φ2 = 180̊ ). Notamment pour le Soleil il semble
exister des longitudes actives (e.g., Kitchatinov et Olemskoi 2005, Usoskin
et al. 2007, Malik et Bohm 2009). On peut alors étudier l’effet de la latitude
et de la taille des taches, ce qui est assez facilement extrapolable d’après
le comportement d’une seule tache. Les Figs. 3.11, 3.12 et 3.13 résument
quelques cas caractéristiques.
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Fig. 3.11 – Simulation de 2 taches de même taille ( fr = 1%) et à la même latitude
(même écart par rapport à l’équateur), décalées de 180̊ en longitude sur une étoile
vue par l’équateur. θ1 = θ2, α1 = α2 et v sin i > Ri (respectivement 7 km s−1 et
3 km s−1).

Comme on le voit, le signal est parfaitement périodique avec une pé-
riode égale à la période de rotation de l’étoile dans le cas où les taches ont
la même contribution (même latitude et même taille, Fig. 3.11). Lorsque la
contribution des taches n’est pas identique (par une taille projetée et une
latitude différente Fig. 3.12 et par une taille différente Fig. 3.13), on se re-
trouve avec un signal a priori bi-périodique. Ce type de signal peut alors
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Fig. 3.12 – Simulation de 2 taches de même taille ( fr = 1%), placées à des latitudes
différentes et décalées de 180̊ en longitude sur une étoile vue par l’équateur. θ1 6=
θ2, α1 = α2 et v sin i > Ri (respectivement 7 km s−1 et 3 km s−1).

nous faire croire à un système planétaire à 2 compagnons, d’autant plus
que la période de chaque compagnon présumé est différente de la période de
rotation de l’étoile. Il faudra faire particulèrement attention ce type de cas,
notamment lorsque le v sin i est inférieur à la résolution instrumentale Ri.

Deux taches décalées de 20̊ à 120̊ en longitude

Regardons maintenant le cas de deux taches disposées arbitrairement en
longitude à la surface de l’étoile (Figs. 3.14 à 3.19) et avec comme latitudes
θ = 70̊ et 110̊ .

Entre les deux cas où les taches ont presque la même longitude (∆φ =
20̊ ) et où elles sont un peu séparées en longitude (∆φ = 60̊ ) le signal en
vitesse passe d’une période de 2,7 à 3,7 jours. Le signal peut aussi sembler
bi-périodique (∆φ = 100̊ ). Globalement, lorsque le v sin i de l’étoile est suf-
fisant, on observe dans chaque cas une figure de corrélation sur le graphe
BVS-RV, ce qui permet de faire le diagnostic de l’origine des vitesses obser-
vées. La forme de la corrélation est cependant différente d’un cas à l’autre,
ce qui pourrait permettre de distinguer ces cas et de retrouver le motif des
taches à la surface de l’étoile observée. Cette figure sera plus complexe pour
des configurations avec un nombre de taches plus élevés et la figure de cor-
rélation sera nettement moins claire.

3.2.4 Étoiles jeunes / très actives, vitesses de rotation variées

Éléments caractéristiques

Les étoiles jeunes (. 100 Myr) sont généralement fortement actives (e.g.,
Strassmeier et Rice (2006), Piluso et al. (2008) et Chap. 5). Elles présentent
souvent des taches assez grosses (plusieurs pourcents de la surface visible) et
proches des pôles. La technique d’imagerie Doppler, qui permet une recons-
truction de la carte d’intensité de la surface d’une étoile à rotation rapide à
partir de la déformation de raies spectrales mesurée très précisément, nous
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Fig. 3.13 – Simulation de 2 taches de tailles différentes ( fr = 0.5 et 1%), placées à
la même latitude et décalées de 180̊ en longitude sur une étoile vue par l’équateur.
θ1 = θ2, α1 6= α2 et v sin i > Ri (respectivement 7 km s−1 et 3 km s−1).
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Fig. 3.14 – Simulation de 2 taches décalées en longitude de ∆φ = 20̊ sur une étoile
vue par l’équateur (v sin i = 7 km s−1

> Ri).



3.2. Simulations des taches et comparaison avec des observations 63

 0  2  4  6

−50

 0

 50

RV [m s
−1

] = f(JD−2454000 [days])

−50  0  50

−40

−20

 0

 20

 40
Bisector span [m s

−1
] = f(RV [m s

−1
])

 0  2  4  6

−20

 0

 20

Bisector span [m s
−1

] = f(JD−2454000)

Fig. 3.15 – Simulation de 2 taches décalées en longitude de ∆φ = 40̊ sur une étoile
vue par l’équateur (v sin i = 7 km s−1

> Ri).
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Fig. 3.16 – Simulation de 2 taches décalées en longitude de ∆φ = 60̊ sur une étoile
vue par l’équateur (v sin i = 7 km s−1

> Ri).
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Fig. 3.17 – Simulation de 2 taches décalées en longitude de ∆φ = 80̊ sur une étoile
vue par l’équateur (v sin i = 7 km s−1

> Ri).
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Fig. 3.18 – Simulation de 2 taches décalées en longitude de ∆φ = 100̊ sur une
étoile vue par l’équateur (v sin i = 7 km s−1

> Ri).
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Fig. 3.19 – Simulation de 2 taches décalées en longitude de ∆φ = 120̊ sur une
étoile vue par l’équateur (v sin i = 7 km s−1

> Ri).

donne des contraintes sur la température et la position de ces taches. À par-
tir de ces paramètres, on peut simuler de telles taches à la surface d’étoiles
à rotation plus ou moins rapide.

Un paramètre qu’il est intéressant de faire varier est la température de
la tache qui, dans le cas des étoiles jeunes, peut être supérieure à celle de
la photosphère4. La Figure 3.20 montre une simulation de l’effet d’une très
grosse tache froide ( fr = 10%, ∆T = −1200 K). La Figure 3.21 rassemble
quelques résultats de taches chaudes ou froides. On constate que dans le
cas d’une très grosse tache (ici fr = 10%), l’amplitude des vitesses radiales
est grande (supérieure à 200 m s−1), et le signal presque sinusöıdal, mais les
déformations des raies sont bien visibles du fait de la rotation rapide de
l’étoile.

La comparaison entre tache chaude et tache froide est intéressante. Pour
des écarts absolus en température par rapport à la photosphère identiques,
les amplitudes sont similaires et la différence peut s’expliquer principalement
par l’utilisation d’un modèle de corps noir pour la photosphère et pour la
tache. Le rapport de flux est lui légèrement différent — à une longueur
d’onde donnée — entre la photosphère et la tache froide, et la photosphère
et la tache chaude.

Entre le cas avec une tache chaude et celui avec une tache froide, le signe
du signal en vitesse change. Lorsque la tache froide s’approche de nous (ici,
lorsqu’elle se trouve sur la partie gauche de l’étoile), il y a un déficit de
flux sur la partie de l’étoile qui provoque des vitesses radiales négatives, par
rapport à la partie qui provoque des vitesses radiales positives (ici la droite),
la résultante est donc un signal positif et l’étoile semble s’éloigner un peu
plus vite de nous. Lorsque la tache est chaude c’est l’inverse qui se passe, il
y a un surplus de flux dans la zone des vitesses négatives par rapport à la
zone des vitesses positives, l’étoile semble alors se rapprocher de nous.

4le processus de formation de ces taches chaudes est différent de celui des taches à la
surface des étoiles vieilles, il pourrait être dû à une colonne d’accrétion sur l’étoile plutôt
qu’à un effet magnétique lié au mécanisme dynamo à l’intérieur à l’étoile, même si un fort
champ magnétique est observé.
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Fig. 3.20 – Simulation d’une grosse tache (fraction d’hémisphère couvert, fr =
10%) proche du pôle à la surface d’une étoile jeune (v sin i = 15 km s−1), Tsp =
Teff − 1200 K.

3.3 Simulation taches + compagnon

Afin d’optimiser la recherche de compagnon autour d’étoiles variées, il est
très important de connâıtre le comportement des spectres d’une étoile active
autour de laquelle orbite au moins un compagnon. D’ailleurs, comme nous
l’avons vu dans la section 3.1.2, toute étoile a un niveau d’activité même si
celui-ci est faible. En recherchant des compagnons de moins en moins massifs
il est évident que l’on va atteindre ce niveau quel qu’il soit.

3.3.1 Exploration théorique

On a vu que la présence d’une tache affecte la forme des raies spectrales
et donc les vitesses radiales mesurées. Dans les cas où les raies stellaires
sont résolues on observe une anti-corrélation entre BVS et vitesses radiales.
Étudions donc le cas où l’anti-corrélation est d’un facteur −1 (i.e., l’am-
plitude des vitesses est égale à l’amplitude du BVS) en ajoutant le signal
d’un compagnon au signal de la tache, puis en faisant varier le rapport entre
l’amplitude du signal de la tache Kspot et celui du compagnon Kpl, le rapport
entre la période du signal de la tache Pspot et celle du compagnon Ppl, ainsi
que le déphasage ψ entre les signaux (pris à 0, π/4 et π/2). La Figure 3.22
présente les résultats pour Ppl = 0.3Pspot et pour différentes valeurs du rap-
port Kpl/Kspot (0,2, 1, et 10).

Dans le cas où l’amplitude du signal de la planète est faible par rapport
à celui de la tache, l’anti-corrélation est toujours forte et il n’est pas facile
de constater l’influence de la planète qui peut se confondre aisément avec du
bruit. À l’extrême, lorsque l’amplitude du signal de la planète est grande par
rapport à celui de la tache, il est aisé de la détecter et c’est ce à quoi ressemble
le signal des planètes détectées jusqu’à présent autour d’étoiles actives. Le
cas intermédiaire est particulièrement intéressant pour les recherches à venir.
Il ne faut donc pas abandonner trop vite des étoiles dont le graphe BVS-RV
semble étrange.

La Figure 3.23 présente les résultats pour Kpl = 0.5Kspot et pour diffé-
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Fig. 3.21 – Simulation d’une tache ( fr = 1%) à la surface d’une étoile jeune
(v sin i = 15 km s−1). Tache froide (Tsp = Teff − 1200 K, haut) ou chaude (Tsp =
Teff + 1200 K, bas).
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Fig. 3.22 – Graphes BVS-RV dans le cas d’une anti-corrélation −1 provoquée par
une tache. On ajoute le signal d’un compagnon (déphasage ψ = 0, π/4, π/2, en
trait plein, tirets, pointillés respectivement), avec une période Ppl = 0.3Pspot et un
rapport Kpl/Kspot valant 0,2, 1, et 10 (de gauche à droite et haut en bas).
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rentes valeurs du rapport Ppl/Pspot (0,3, 1, et 2,5). En fonction du rapport de
ces périodes, le “dessin” tracé est différent, les oscillations changent d’orien-
tation selon que le rapport est supérieur ou inférieur à 1.
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Fig. 3.23 – Graphes BVS-RV dans le cas d’une anti-corrélation −1 provoquée par
une tache. On ajoute le signal d’un compagnon (déphasage ψ = 0, π/4, π/2, en
trait plein, tirets, pointillés respectivement), avec une amplitude Kpl = 0.5Kspot et
un rapport Ppl/Pspot valant 0,3, 1, et 2,5 (de gauche à droite et haut en bas).

Avec une précision suffisante sur la mesure de la vitesse et surtout du
BVS pour les étoiles à v sin i faibles par rapport à la résolution instrumen-
tale, et des observations intensives, il devrait être possible d’identifier chaque
cas en couvrant toute la figure décrite sur le graphe BVS-RV et remonter à
l’existence de planètes autour d’étoiles actives, même dans les cas a priori
difficiles. Pour les cas les plus simples (fort signal planétaire pour une étoile
peu active) nous sommes d’ores et déjà capable de détecter les compagnons
planétaires avec suffisamment de mesures pour bien couvrir toutes les phases
de l’orbite.

3.3.2 Ajout d’un compagnon dans les simulations numériques

Dans les simulations numériques, l’ajout d’un compagnon se fait de façon
simple, en décalant le spectre provenant de chaque cellule de l’effet induit
par la présence du compagnon à un instant donné. Dans un premier temps
on travaille avec une orbite circulaire dans le plan équatorial de l’étoile. On
peut alors choisir la période du compagnon ainsi que l’amplitude du signal
qu’il induit sur l’étoile (qui est lié au couple (Mpl, M⋆)). Un exemple de
simulation est présentée sur les Figs. 3.24 et 3.25.

On constate que selon l’amplitude induite par le compagnon par rapport
à celle due à l’activité, il est possible ou non d’avoir une indication sur la
présence d’un compagnon. On peut alors choisir une stratégie d’observation
pour la suite afin d’améliorer les limites de détection de compagnons (cf.
Sect. 3.6).

3.4 Simulation des vitesses radiales du Soleil

3.4.1 Articles : Simulation des vitesses radiales à partir de la des-
cription des taches et des plages observées

Lagrange A.-M., Desort M., Meunier N., 2009, A&A, sous presse, voir page
72
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Fig. 3.24 – Simulation d’une planète en orbite autour d’une étoile active. Cas où
l’amplitude due à la planète est supérieure à l’amplitude due à la tache. L’effet de
la planète seule est représenté en trait épais.

 0  2  4  6  8

−50

 0

 50

RV [m s
−1

] = f(JD−2454000 [days])

−50  0  50

−40

−20

 0

 20

Bisector span [m s
−1

] = f(RV [m s
−1

])

 0  2  4  6  8

−40

−20

 0

 20

Bisector span [m s
−1

] = f(JD−2454000)

Fig. 3.25 – Simulation d’une planète en orbite autour d’une étoile active. Cas où
l’amplitude due à la planète est inférieure à l’amplitude due à la tache. L’effet de
la planète seule est représenté en trait épais.
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Meunier N., Desort M., Lagrange A.-M., 2009, A&A, sous presse, voir page
87

Le Soleil a été particulièrement bien étudié depuis fort longtemps puisque
c’est évidemment l’étoile la plus proche de nous ! Grâce à l’utilisation de la
première lunette astronomique au 17e siècle, Galilée, Harriot, Scheiner et
Fabricius faisaient indépendamment les premières descriptions des taches
solaires. Depuis 1750 environ, l’observation des taches solaires est systé-
matique et elles sont répertoriées. Nous avons donc la chance de pouvoir
reproduire ce qui s’est passé dans la photosphère du Soleil, du point de vue
des taches, sur des siècles. Grâce à cela, nous avons entrepris de simuler l’ef-
fet des taches solaires, telles qu’elles ont été observées, sur des observations
en spectroscopie intégrée telles que pourrait en faire un observateur “extra-
solaire” à la recherche de planètes hors de son système stellaire en regardant
notre Soleil à des années-lumières. Serait-il capable de détecter notre planète
au milieu du signal stellaire perturbateur (bien que le Soleil fasse partie des
étoiles peu actives) et des autres planètes ?

Cette étude tente de reproduire les spectres du Soleil pris jour après jour
au cours du temps sur au moins un cycle d’activité magnétique. L’effet des
taches est pris en compte (article I ) ainsi que celui des plages (article II,
contraste et convection) qui s’avère non négligeable dans le cas du Soleil
(mais pourrait l’être pour une autre étoile). Grâce à cela et aux nombreuses
données solaires accumulées ces dernières décénnies — comme la variation de
l’irradiance et la réémission chromosphérique dans les raies du Ca ii H&K
—, nous allons pouvoir faire le lien direct entre niveau d’activité mesuré
avec le log R′

HK (cf. Sect. 3.6.1) et le niveau de bruit stellaire induit par
les taches et les plages, et montrer l’impact de chacun de ces phénomènes
sur les vitesses radiales. Ceci est d’une grande utilité pour les futurs projets
de recherche de planètes extra-solaires toujours moins massives avec des
instruments toujours plus précis5.

Dans le premier article (Lagrange et al., 2009, sous presse), nous avons
utilisé les données de l’observatoire Debrecen (Debrecen Heliographic Data,
Györi et al. (2003)) qui décrivent les taches de l’hémisphère visible du Soleil
presque chaque jour de début janvier 1993 à fin décembre 2003. À partir de
cette description du Soleil à chaque instant nous avons pu simuler l’effet des
taches sur les spectres et donc sur les vitesses radiales du Soleil intégré qui
auraient pu être observées, mais aussi sur la photométrie. Une fois ces vi-
tesses mesurées au cours du temps, nous avons ajouté l’effet en vitesse d’une
planète située dans la zone habitable dans le but de voir sous quelles condi-
tions (précision de mesure, échantillonnage temporel) cette planète pourrait
être détectable.

Les résultats détaillés sont décrits dans l’article présenté page 72. On
retiendra les points suivants. Les simulations montrent que les variations de
vitesse sont faibles durant la période de faible activité (σrv ≃ 16 cm s−1) et
plus élevées pendant la période de forte activité (σrv ≃ 60 cm s−1, avec des
pics jusqu’à 2 m s−1). La photométrie correspondante est détectable du sol
pour la période de haute activité mais ce n’est pas le cas pendant la période

5tels que ESPRESSO au VLT (Pasquini et al. 2005) ou CODEX sur le futur E-ELT
(D’Odorico et et al. 2007), qui vont régulièrement se heurter au bruit stellaire en dessous
du mètre par seconde.
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de faible activité (< 0,1%). Par comparaison avec les mesures d’irradiance
solaire (Total Solar Irradiance, TSI, Claus Fröhlich et Judith Lean6), l’effet
des taches n’est pas suffisant pour retrouver la photométrie observée sur
l’ensemble du cycle et l’existence des plages joue un rôle important. Sur
des courtes échelles de temps (quelques rotations), les taches permettent de
reproduire les variations de la photométrie mais sur l’ensemble du cycle il
faut faire intervenir les plages.

La détection d’une Terre dans la zone habitable (entre 0,8 et 1,2 unité
astronomique) va dépendre largement de l’échantillonnage temporel des ob-
servations. En observant l’étoile tous les jours pendant 8 mois (observabilité
de l’étoile) sur 3–4 ans pendant la période de faible activité de l’étoile, le
signal en vitesse de la planète est clairement visible (K ≃ 10 cm s−1, quelle
que soit la précision entre 1 et 10 cm s−1). Si l’étoile est seulement obser-
vée tous les 4 jours il est toujours possible de détecter la planète sans trop
de problème mais un échantillonnage inférieur à une observation tous les 8
jours sera insuffisant.

6http://www.ngdc.noaa.gov/stp/SOLAR/.

http://www.ngdc.noaa.gov/stp/SOLAR/
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ABSTRACT

Aims. It is known that stellar spots may in some cases produce radial velocity (RV) signatures similar to those of exoplanets. To date,
the most extensive set of data on spots, active regions, and activity in general for any star is that obtained for the Sun. To investigate
the impact of these spots, we aim to study the detectability of Earth-mass planets in the habitable zone (HZ) of solar-type stars, if
covered by spots similar to sunspots.
Methods. We used the sunspot properties recorded over one solar cycle between 1993 and 2003 to infer the RV curve that a solar-type
star seen edge-on would exhibit, if covered by these spots. We also derive interesting parameters such as bisector velocity span (BVS)
and photometric curves, commonly used in the analysis of RV data. We compare the obtained data with archival solar data available
for the same epoch (e.g., irradiance, Ca index). We also simulate the RV of such a spotted star surrounded by an Earth-mass planet
located in the HZ.
Results. The RV of the spotted star appears to be very variable, in a complex way, depending on the activity level, with amplitudes
from a few tens cm/s up to 5 m/s (assuming ∆Ts = T" − Tspot = 550 K). A correlation between the BVS and the RV data is observed
even when several spots are present with a slope so small that only data of very high precision (better than 5 cm/s) can enable its
detection. Photometric variations of up to 0.5% are predicted, depending on the level of activity, in agreement with measured solar
photometric variations.
Based on present assumptions, the detection of a 1 MEarth planet located between 0.8 and 1.2 AU requires intensive monitoring (weekly
or more frequent), over several years. The temporal sampling is more crucial than the data precision (assuming precisions in the range
[1−10] cm/s). Cooler spots may become a problem for these detections. We also anticipate that plages, not considered in this paper,
could further complicate or even compromise such detections.

Key words. planetary systems – Sun: activity – sunspots – techniques: radial velocities

1. Introduction

Most exoplanets have been detected so far around main sequence
stars1 using RV technique. Their periods range between a few
days and a few (up to 5) years. Even though most of them are
giant planets, a population of super Earth (lighter than 10 MEarth,
down to 2 MEarth, Mayor et al. 2009) planets have been detected
using very precise RV measurements. In the future, much effort
will be devoted to the search for even lighter planets, using im-
proved instruments and sometimes larger telescopes such as the
ELTs (D’Odorico et al. 2007).

However, it has been suspected for a long time that stellar ac-
tivity and pulsations could also produce RV variations that could
in some cases, mimic those of RV planets. This might lead to
misinterpretations of RV variations, especially when these vari-
ations have periods less or equal to the star rotational period.
This actually happened in the case of TW Hydrae (Huelamo
et al. 2008) or LkCa19 (Huerta et al. 2008). To investigate the
impact of stellar spots, Saar & Donnahue (1997) made first
estimations of the impact of a stellar spot and convective in-
homogeneities on the RV curve of FeI lines. In the case of an
equatorial spot of a star seen edge-on, they showed that RV am-
plitudes of up to 50 m/s could be produced by spots or convec-
tive inhomogeneities, depending on the spot size, the projected

1 http://exoplanet.eu

rotational velocity of the star and star age. The impact of spots
was also investigated by Hatzes (2002) using the CaI 643.9 nm
line, which lead to the conclusions that RV variations in the
range of a few m/s could be observed because of spots. We note
that Saar & Donnahue (1997) also pointed out that convective in-
homogeneities can lead to even larger RV variations, especially
for G2V type stars.

We investigated in detail the impact of stellar spots on the
RV and photometric curves, and on other diagnostics commonly
used to differentiate between the effescts of stellar activity and
planets on RV surveys (Desort et al. 2007). We simulated the
optical spectra of stars with various spectral types from F to
K type, projected rotational velocities, and orientations, covered
with spots of different size and latitude. From the obtained, sim-
ulated spectra, we derived the RV, photometric, and astrometric
variations using the same tools as those used in the exoplanet
searches, and assuming that the spectrograph used was HARPS
(Mayor et al. 2003). We showed that the impact on RV studies is
indeed far from being negligible and that for stars of low v sin(i),
RV curve, bisector/span variations, and photometric variations
may not be enough to clearly exclude spots as explanations of
the observed variations. More quantitatively, spots with typical
sizes of 1% can mimic both the radial velocity curves and bi-
sector behaviour of short-period giant planets around G-K stars
of v sin i lower than the spectrograph resolution. For stars with

Article published by EDP Sciences Page 1 of 15
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intermediate v sin i, smaller spots may produce similar features.
These spots may therefore complicate the search for low-mass
planets on orbits with periods of the order of the star rotational
period. Additional observables (e.g., photometry, spectroscopic
diagnostics) are in these cases mandatory for confirming the
presence of short period planets, but unfortunately, photomet-
ric variations may in some cases be too small to clearly exclude
spots as explanations of the observed variations. This is particu-
larly important when searching for super-Earth planets.

Another criterion often used to distinguish spots or stellar
activity in general from planets is the so-called Ca activity indi-
cator, either expressed in terms of S index or in terms of R′

HK
.

Stars with log(R′
HK

) smaller than about −5.0, which corresponds
to the value measured for the Sun at its minimum of activity
(see below), are usually considered to be inactive on levels of
RV variations of 2−10 m/s. Many detections of very light plan-
ets are based on this assumption.

Desort et al. (2007) study, and other studies quoted above
assumed one spot at the surface of the star. The example of
our Sun shows that the spot pattern is far more complex, with,
often, several spots, of different size and lifetime present at a
given time on the visible hemisphere. The number of spots and
their size (which determine the filling factor) also strongly vary
during the solar cycle. It would be interesting to know the so-
called integrated Sun RV variations, analyzed in the same way
as in RV searches for exoplanets. However, RVs of the inte-
grated solar disc are intrinsically very difficult to obtain, and to
our knowledge, the rare measurements available were performed
using individual lines rather than using a large number of lines
(which averages out individual line contributions) and the result-
ing RV curves differ from one author to another, with in particu-
lar amplitudes ranging from smaller than 4 m/s (McMillan et al.
1993) to 16 m/s (Jimenez et al. 1986) or greater than 25 m/s
(Deming et al. 1994). Hence, quantitatively precise results about
the integrated Sun RV variations are still lacking, in contrast to
the precise and well documented integrated Sun brightness vari-
ations recorded over several cycles (see e.g., Fröhlich & Lean
1998; Lockwood et al. 2007; and Livingston et al. 2007).

To test the impact of spots on stellar RV variations in a more
realistic way, we decided to use original sunspot data to com-
pute the observables that would be derived when observing a
solar-type star covered with spots identical to those observed
on the Sun. To do so, we have used the reported sunspot pat-
terns observed during a full solar cycle to synthetise the spectra
of this “integrated” Sun and measure a number of observables
(e.g., RV, BVS, and their assoicated periodograms), and estimate
the associated photometric variations. Our approach is described
in Sect. 2. The results are provided in Sect. 3 and compared to
available data on the solar variability in Sect. 4. We then sim-
ulate the RV curve of a similarly spotted star surrounded by a
1 MEarth planet located in the habitable zone (Sect. 5), and derive
some conclusions about the detectability of these planets based
on the present assumptions and in the framework of forthcoming
RV instruments (Sect. 6).

2. Description of the simulations

2.1. Input solar data

To construct our spot patterns, we use the Debrecen helio-
graphic data (Györi et al. 2003), a catalogue of positions and
areas of sunspots extracted from white-light full-disk images of
several observatories, including the Debrecen observatory. For
this work, we used data covering more than a complete solar

Fig. 1. Left: Sun surface observed with the Paris Observatory
Spectroheliograph on JD 2451686. Right: simulated surface with spots
derived from Debrecen Heliographic Data on the same day (see text).

Fig. 2. Temporal variations of the projected filling factor over the whole
period (see text).

cycle, between Jan., 1st, 1993 and Dec., 31, 2003, represent-
ing 3700 days of observations. The temporal sampling is about
1 day. All spots with area larger than 10−6 of the solar hemi-
sphere (1 micro hemisphere) were taken into account. Figure 1
shows an example of an observed map and the simulated spot-
ted surface for JD 2 451 686. Over the whole period, more than
160 000 spots were then considered. Their position (latitude, lon-
gitude) as well as their surface assumed to be circular, were
recorded and used as inputs to our simulation tool. The projected
filling factor fp (i.e., the projection of the spot surface over the
Sun hemisphere) over the whole period is indicated in Fig. 2.

2.2. Simulated spectra

For the 1993−2003 period, we used all spots larger than one
micro hemisphere and produced 3700 integrated spectra, as de-
scribed in Desort et al. (2007). We assume that the star is seen
edge-on (indeed, it is not possible to add an inclination be-
cause we wish to rely only on observed spots). The visible,
spotted, 3D hemisphere is divided into cells of size adapted
to both the spectral resolution of an HARPS-like spectrograph
and the minimum size of the spots considered. We then com-
pute the resulting spectrum, assuming that each unspotted cell
emits a solar-like spectrum and that each spotted cell emits like
a black body of a temperature Ts. The spots are then assumed to
have a uniform temperature. Most of the time, we assume that
TΘ − Ts = ∆T = 550 K. This temperature is compatible with
the bolometric spot contrast of 0.32 usually used in irradiance
reconstructions (see Chapman et al. (1994), who observed con-
trasts ranging from 0.21 to 0.38), which corresponds to a ∆T of
about 500 K. Krivova et al. (2003) used a ∆T of 1070 K for spot
umbra and 370 K for the penumbra, which is also compatible
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with our value assuming a realistic umbra to penumbra ratio.
The ratio of the total area of the sunspots to the umbral area
varies in the literature but is typically between 4 and 6 (Solanki
2003). Assuming a typical temperature contrast of 1500 K for
the umbra (a range of 1000−1900 K is given by Solanki 2003)
and of 300 K for the penumbra (a range of 250−400 K is given
by Solanki 2003), we infer an average temperature contrast of
between 600 K and 504 K, respectively, so our adopted value is
consistent with these results. However, we point out that 1) the
precise temperature contrast reproducing the correct photomet-
ric contribution of the spots to the total solar irradiance depends
on the actual spot data set used; and 2) the spot temperature may
differ from one spot to the other (see e.g., Chapman et al. 1994).
We also consider different spot temperatures, that are represen-
tative of stellar spot temperatures (Berdyugina 2005). Summing
up the contribution of all cells provides the spectrum of an inte-
grated “spotted Sun” (we refer in the following to a spotted Sun
to indicate that we took into account only the spots at the Sun’s
surface).

Our first purpose is to identify the specific noise (jitter) in-
duced by the spots; we therefore do not add any instrumental
or photon noise to the simulated data in the first step (Sects. 3
and 4). Noise will be considered when simulating a planet signal
around the spotted star (Sect. 5).

2.3. Computation of the various observables

We then used the SAFIR software (see Galland et al. 2005) to
compute the RV, the CCF, and the corresponding bisector span
and bisector curvature (see again Galland et al. 2005). We there-
fore use the same procedure as the one we use to search for ex-
oplanets around stars with RV techniques. We also compute the
associated photometric variations at 550 nm.

Since the whole process is quite time-consuming and we deal
with an large number of spectra (10 to 100 times larger than the
number usually used to establish exoplanet detections), we used
only one order per spectrum (order 31) instead of the entire spec-
trum. It is acceptable to do so since considering either one order
or the whole spectrum provides similar velocities (within 10%;
Desort et al. 2007).

2.4. Simulation of a spotted star with planets

Finally, we compute the RV curve obtained from a star covered
by these spots and surrounded by a planet in the HZ (see Sect. 5).
To do so, we simply add the spot and the planet contributions.
To study the planet detectability, we have to take into account a
noise contribution; we therefore add random noise to the radial
velocities of levels corresponding to the precisions expected for
forthcoming instruments.

3. Results: spotted Sun variability over the period

1993–2003

We now first provide the results of the simulations in terms of
RV, BVS, and photometric variations, assuming that the spot
temperature is 550 K lower than the solar effective temperature.
We then briefly study the impact of the spot temperature on these
results.

To compare our results with published data on solar vari-
ability, we chose one period of reference for low activity, from
1996 July 1 (JD 2 450 266) to 1997 April 1 (JD 2 450 540), and
one period of reference for high activity, from 2000 February 1

(JD 2 451 576) to 2000 November 1 (JD 2 451 850). The low and
high activity periods have then durations of approximately 10 so-
lar rotational periods. They correspond to average values of R′

HK

of approximately −4.85 and −5.0 respectively. By assuming an
average S index of 0.170, an amplitude of variations of 0.017 for
the S index, as derived from Lockwood et al. (2007), a B − V
of 0.66, and by using the empirical relation of Noyes et al.
(1984), we indeed infer R′

HK
of between −4.88 and −4.97. These

values should be regarded as indicative because the average S
values depend on the dates of measurements, and to second or-
der, on the adopted values of B − V , which is why the published
values generally vary from one author to another.

3.1. RV variations

The resulting RVs are clearly variable over the entire cycle, as
can be seen in Fig. 3. The RV curve is also far more complex
than predicted by simple modeling of one spot located on a star
viewed edge-on (see e.g., Saar & Donnahue 1997 or Desort
et al. 2007), in which case the spot signature is present over
half the stellar rotation period (when the spot is on the visible
hemisphere).

The amplitude of the RV depends strongly on the filling fac-
tor of the spots, as can be seen in Fig. 4. During the low activ-
ity phase as defined above, apart from few (3) peaks at veloci-
ties larger than 40 cm/s (absolute value), the RV signal is quite
“flat”. The rms of the RV during this low activity period is about
16 cm/s, however it is dominated by the few peaks present during
the period. During the defined high activity phase, the RV signal
is far more variable and of much higher amplitude: the rms is
more than 3 times higher (60 cm/s), and reaches absolute val-
ues as high as 2 m/s. We note however that the highest RV peak
during the entire cycle is almost at 5 m/s. Table 1 provides the
RV rms for the whole cycle and these reference periods.

Figure 3 also shows the Lomb-Scargle periodograms of the
RV when considering, respectively, the whole cycle, and both the
low and high activity periods. When considering the whole cy-
cle, we observe a peak at the Sun rotation period and one at half
a rotation period with a FAP ≤1%. The period at half a rotation
period could be caused by “active longitudes” (spots are not dis-
tributed randomly in longitude, but it seems that two persistent
“active longitudes” separated by 180◦ have been observed to per-
sist over more than one century (Berdyugina & Usoskin 2003).
It could also be due to the lifetimes of the large spots, which
are often less than 2 solar periods (lifetimes of about 1.5 rota-
tion period, for instance, could produce an additional peak at
half a period). Those peaks are not detected in the yet noisier
periodograms of the low and high activity periods. We note that
the highest peak detected in the periodogram of the high activ-
ity period occurs at 20.8 days, which differs considerably from
the solar rotation period. This shows that even when considering
10 solar rotation periods, the periodogram does not reveal the
solar rotation period. We verified that considering a longer pe-
riod (2000 days) enables the recovery of the two peaks seen in
the periodogram of the whole cycle (see also Sect. 5).

3.2. Bisector variations

Spots induce variations in the line-shapes. One way of quantify-
ing these line-shape variations is to measure in each spectrum,
the bisector velocity span (hereafter BVS) of either a line, a set of
lines or the CCF. Although individual lines are often considered
in solar or stellar studies, exoplanet searches generally consider
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Fig. 3. Temporal variations of the RVs, and corresponding periodograms. Left) the whole period (JD 2 448 500 to JD 2 453 500) is considered;
middle) the low activity period (JD 2 450 250 to JD 2 450 600) is considered and right) the high activity period selected (JD 2 451 550 to
JD 2 451 900) is considered.

Fig. 4. RV and projected filling factor ( fp) variations over the cycle. The
values corresponding to the high and low activity periods selected for
reference (see text) are indicated resp. by triangles and squares. We see
that the spots projected filling factors over the whole cycle vary mainly
between 0 and 0.6%. The corresponding RV amplitudes vary linearly
with fp as in the case of a single spot (see Desort et al. 2008. This
explains the V-shape contour of the cloud of points.

the bisector of the CCF obtained using the entire spectrum, to
achieve the highest precision in determining its shape. In these
studies, a correlation between RV and BVS variations is a good
indicator that the RV variations are caused by spots rather than
planets. However the absence of a correlation (or a flat bisector)
does not necessarily mean that the RV variations are not caused
by spots, as shown in Desort et al. (2007): the level of correla-
tion depends on both the star projected rotational velocity and
the spectrograph resolution.

In Fig. 5, we plot the BVS variations of our simulated spec-
tra over the whole period. As expected, the BVSs vary with
time, over the whole period. The RV and BVS variations appear
moreover well correlated (see Fig. 6), as in the case of a single
spot. This is true for low as well as high activity periods. The
BVS/RV slope is found to be −0.037, irrespective of the activ-
ity level. The amplitude of the BVS variations is much smaller
(25 times, at the level of a few cm/s) than the amplitude of the
RV variations. The BVS variations will then be far more diffi-
cult to detect than the RV variations. Of course, it will be even
more difficult to detect these BVS variations in noisy data; we

Table 1. Summary of measured rms values when modeling all sunspots.

RV (m/s) BSV (m/s) Phot

rmsall 4.35× 10−1 2.0× 10−2 6.1×10−4

rmslow 1.60× 10−1 7.9× 10−3 1.9× 10−4

rmshigh 5.88× 10−1 2.6× 10−2 6.9× 10−4

Notes. RV (Col. 2); BVS (Col. 3); fr: fraction of the Sun covered by
spots (Col. 3); Phot: relative photometry (Col. 4). The subscript all
refers to the whole cycle; the subscript low (resp. high) refers to the
low (resp. high) activity period.

will show below that a precision of 1 or 5 cm/s may permit the
detection of the RV−BVS correlation, but a precision of 10 cm/s
will not. When considering the whole cycle, the periodogram of
the BVSs shows peaks at (14 days and at (7 days, i.e., at peri-
ods half of those found when considering the RV variations. A
peak in the BVS periodogram at half the peak period observed
in the RV periodogram can indeed be expected in the case of
equatorial spots on the surface of a star seen edge-on; briefly,
this is because during each quarter of a period, while the RVs
maintain the same sign, the BVS sign changes (see for instance
Fig. 4, bottom left in Desort et al. 2007); the number of extrema
in the BVS variation curve is then twice the number of extrema
in the RV variation curve. In the present case, the spots are equa-
torial or close to equatorial, and the Sun is seen edge-on, so the
same reasonning applies. Finally, the periodograms of the BVS
variations obtained when considering the low and high activity
periods are, as in the case of the RVs, very noisy.

3.3. Photometric variations

The computed photometry of our spotted Sun also shows tem-
poral variations (see Fig. 7), of amplitude as high as 0.5% in
one extreme case, but generally in the range 0−0.1%. The am-
plitudes of the variations strongly vary according to the cycle
phase (see Table 1). Photometric variations at the 10−3 level,
such as those predicted during the high activity period, are de-
tectable from the ground, and actually detected when searching
for transits of short period planets. They are easily detectable
with spaceborne telescopes (see e.g., Mosser et al. 2009, in the
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Fig. 5. Temporal variations of the BVS and corresponding periodograms, when considering the whole period (left), the low activity period selected
(middle) and the high activity period selected (right).

Fig. 6. Correlation between the RV and the BVS over the whole period
(see text). The values corresponding to the high and low activity peri-
ods selected for reference (see text) are indicated resp. by triangles and
squares.

case of Corot detection of spots around a F8 type star, associated
to photometric variations of about 0.2%). The photometric vari-
ations observed during the low activity period are in contrast not
detectable from the ground: the strongest peak, responsible for a
RV peak at 90 cm/s on JD 2450416 produces a photometric min-
imum of 0.1% (on JD 2450413), and the rms of the photometric
variations during the low activity period is 0.02%.

Figure 7 shows the periodograms of the photometry of our
spotted Sun when considering, respectively, the whole period,
and the low and high activity periods. The periodogram corre-
sponding to the whole cycle has a peak that corresponds to the
Sun rotation period, but a peak also at about 110 days. This peak
is not seen in the periodogram corresponding to the low and high
activity periods. We note a peak at about twice the rotation pe-
riod in the case of the high activity period.

3.4. Impact of the spot temperature

In the case of a single spot, Desort et al. (2007) showed that
the spot temperature has an impact on the resulting RV curve,
and on both the BVS and photometric curves. We aim to briefly

investigate the impact of different temperatures on the observ-
ables when considering all sunspots. This is motivated by the
fact that in the case of the Sun, the temperature varies from
one spot to another (e.g., Chapman et al. 1994), with a signif-
icant dependence on the spot size (e.g., Mathew et al. 2007;
Wesolowski et al. 2008), and an associated dispersion of the or-
der of a few hundreds of K. In the case of other stars, differ-
ent spot temperatures are also inferred, with a possible trend be-
tween the spot temperature and the stellar effective temperature
(see Berdyugina 2005 for a review).

3.4.1. Spot temperatures 1200 K lower than the Sun
effective temperature

We then performed another complete simulation, as described
in the previous section, assuming that the spot temperature is
1200 K (instead of 550 K) below that of the Sun. The RV vari-
ations due to spots of temperature 1200 K lower than the solar
effective temperature are larger by a factor of 1.75 than those
obtained assuming that ∆Ts = 550 K. They then induce a stellar
jitter 1.75 times larger, which is not negligible.

Based on the same assumption, we find a BVS/RV slope
of −0.037, similar to that found assuming ∆Ts = 550 K. We
conclude that the BVS/RV slope is insensitive to the tem-
perature, within the considered temperature range. The ratio
BVS(1200)/BVS(550) is also found to be 1.75, i.e., similar to
that obtained for the RVs. Finally, the amplitude of the photo-
metric variations for the cooler spot is found to be larger by a
factor of 1.8 than that produced by the warmer spot. We note
that the amplitude of the photometric variations during the low
activity period is still below the precision achievable in ground-
based observations.

3.4.2. Various spot temperatures

To investigate other temperatures, we limited our simulations to
the case of a single spot with various temperatures 200, 400,
600, 1000 and 1200 K lower than the Sun effective tempera-
ture. We first check that the ratio VMax (1200)/VMax (550), where
VMax (550) (respectively VMax 1200) represents the maximum
RV amplitude assuming ∆Ts = 550 K (resp. 1200 K), is consis-
tent with the ratio obtained when considering the entire set of
spots. The maximum RV obtained in each case is plotted as a
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Fig. 7. Temporal variations of the spotted Sun relative photometry (ie compared to a Sun without any spot) and corresponding periodograms, when
considering the whole period (left), the low activity period selected (middle) and the high activity period selected (right).

Fig. 8. Maximum RV (top), BVS (middle) and spot absorption (bottom)
assuming different spot temperatures.

function of the spot temperature in Fig. 8. Figure 8 also gives
the maximum BVS and the maximum flux absorption as a func-
tion of the spot temperature. We see that the spot temperature
has a significant effect on these observables, with larger ampli-
tude signals in the case of cooler spots. These figures allow us to

estimate the RV, BVS, and photometric variations for any spot
temperature.

4. Comparison with published data for the

integrated Sun over the period 1993–2003

4.1. Radial velocity data

The amplitude of our computed RV variations has an rms
of 60 cm/s and may be as high as 5−6 m/s during the high ac-
tivity period. As already mentioned a few peaks at 1 m/s may be
found during low activity periods, but the rms of the variations
is much smaller during the low activity period.

Jimenez et al. (1986) published actual RV measurements for
the integrated Sun between 1976 and 1985 (cycle 21), collected
with a resonant scattering spectrometer. The strongest variations
are obtained in 1982, which amplitudes are of about 16 m/s at
maximum activity.

McMillan et al. (1993) published RV measurements obtained
for the period 1987−1992, measured on spectra of the sun-
lit surface of the Moon, in the blue part of the spectrum, be-
tween 425 and 475 nm. They did not detect variations larger
than 4 m/s over this 5 year period. However, they noted that the
lines present in the considered spectral range could be less sen-
sitive to activity than other lines, such as those considered by
Jimenez et al. (1986). During the same period, between 1984
and 1992, Deming et al. (1994) also recorded RV variations of
the integrated Sun, using the CO lines at 2.3 microns. Their
measurements revealed variations with peak-to-peak values of
about 25 m/s.

Our simulated RV amplitudes are smaller than those mea-
sured either by Jimenez et al. (1986) or Deming et al. (1994).
This might be because the Sun was less active in cycle 23 than
in previous cycles. It might also be because we take into account
only spots and not plages and convection in the present simula-
tions (but see below), or because our predicted RVs are “mea-
sured” on the CCF and not on single lines. However, the strong
discrepancies between the published measurements prevent us
from deriving firm conclusions, and from validating or not our
simulations.
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Fig. 9. TSI temporal variations, and corresponding periodograms when considering the whole period (left), the low activity period selected
(middle), and the high activity period selected (right).

4.2. Photometric data

We compare our simulated photometric variations caused by
spots with the measured photometric data such as the total solar
irradiance (hereafter TSI), the measured spectral solar irradiance
(hereafter SSI). We attempt to test our spot model, even though
we do not expect this model to fully reproduce the Sun photo-
metric variations because it is well known that plages strongly
contribute to the Sun’s brightness variations (see below).

4.2.1. Total solar irradiance (TSI)

We first compare our computed photometric variations caused
by spots to the observed total solar irradiance (TSI) variations
during the period 1993−2003, compiled by Claus Fröhlich and
Judith Lean2. Figure 9 provides the measurements recorded
over the whole cycle, as well as zoomed variations during our
two reference activity periods. It also shows the corresponding
periodograms.

Over its cycle, the Sun’s observed brightness (see e.g.,
Fröhlich & Lean 1998; and Lanza et al. 2007a,b) increases with
the activity produced by the plages. In addition, sharp brightness
decreases are sometimes observed, due to spots. A relative dif-
ference of about 1 W/m2 is observed in the TSI between the solar
minimum average and the maximum average. From Fröhlich &
Lean 1998 reconstruction of the plages and spots contributions,
it seems that plages dominate the long timescale variations, pro-
ducing photometric amplitudes of about 2 W/m2 during this cy-
cle and that the spots contribution to the long-term variations is
twice as small (relative intensity of about 0.9993). In addition,
the spot contribution to the short timescale variations may be
significant, the transient absorption peaking at up to 3−4 W/m2.
These values for the peaks due to spots are in excellent agree-
ment with our simulated photometric variations as can be seen
when comparing Figs. 7 and 9, especially during the low and
high activity periods. For instance, the isolated simulated nar-
row peak (during low activity), due to a spot, is observed si-
multaneously in the TSI curve and the simulated intensity on
JD 2450413 with respective intensities of (0.07% and (0.11%.
The discrepancy between the simulated photometric variations
(0.11%) and the TSI curve variations (0.07%) is rather small,

2 http://www.ngdc.noaa.gov/stp/SOLAR/

given that the TSI variations are not caused entirely by spots, but
also by plages. We therefore do not try to attribute it to physical
effects (such as a lower spot temperature in our simulated spots).
The temporal variations of the TSI and simulated photometry
are also remarkably similar during the high activity period, even
when several spots are present on the visible hemisphere at a
given time. We then conclude that the present simulations of
sunspots are accurate and that the assumption of a single tem-
perature for the sunspots is acceptable. Therefore, we can apply
the simulation results safely to solar-type stars for which the ac-
tivity is dominated by spots.

The comparison between simulated and observed data also
confirms that the short timescale photometric variations of the
Sun during high activity are quite sensitive to the spots, and that
the variations in the Sun brightness during the low activity period
are not dominated by the spots. Consequently, we can stipulate
that, as far as the Sun is concerned, our simulations provide a
good enough description of its RV variations during the high
activity period but may not provide a good estimation of the Sun
RV variations during the low activity period.

The good agreement between the TSI variations and the sim-
ulated photometric variations during the high activity period
can also be seen in Fig. 10, where we have plotted the TSI
and simulated spot flux absorptions when considering the days
(3568 days over the cycle) for which we have both spot identifi-
cations (hence photometric data from our spot simulations) and
actual TSI measurements. Although we do not see any overall
correlation between both quantities if we consider the whole cy-
cle (or the low activity period, except in the rare cases when spots
are present), we see a rather good correlation when we focus on
the high activity period.

The periodogram of the TSI (Fig. 9) over the whole cy-
cle is quite noisy; it has one peak at the Sun rotation period,
which is also seen in the simulated data (Fig. 7), with an as-
sociated false alarm probability lower than but close to 1%. It
also contains other peaks, of however lower associated confi-
dence level, in particular at about 20 days; the discussion of
these peaks is beyond the scope of the present paper, and we
refer to Hempelmann et al. (2003) for addtional discussion.
The periodogram corresponding to the low activity period ap-
pears to be quite different. In particular, the very clear (with
FAP much lower than 1%) peak observed at 26 days in the TSI
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Fig. 10. TSI and spotted Sun photometry over the whole period. The
values corresponding to the high and low activity periods selected for
reference (see text) are indicated resp. by triangles and squares.

periodograms is not seen in the periodogram of the correspond-
ing simulated data, which is quite coherent with what is directly
seen in the photometric curves (strongly modulated signal). In
contrast, the periodogram corresponding to the high activity pe-
riod appears to be more similar to the simulated one; in particu-
lar, they both have a peak at about twice the solar rotation period.
The similarity between both periodograms is again in agreement
with the short timescale variations being more sensitive to the
spots during the high activity period.

4.2.2. Spectral solar irradiance (SSI)

Similar conclusions are reached when we compare the simulated
data (Fig. 7) with the SSI data at 402, 500, and 862 nm during
the reference activity periods (Fig. 6 of Lanza et al. 2004; see
also Fligge et al. 1998; Fligge et al. 2000). We also note that the
simulated data are in closer agreement with the 402 nm SSI data
than with the longer wavelength data. This shows that the short
wavelengths may be more sensitive to the spots than the longer
wavelengths. In the SSI data, the spot signal has a larger ampli-
tude in the blue part of the spectrum than in the red. We note that
this is also true for the plage signal, therefore it is clear that the
data at shorter wavelengths are a better indicator of activity than
those at longer wavelengths.

4.3. Ca index

While the TSI variations are caused by both plages and spots (al-
though dominated by plages on long timescales), Ca variations
are due to the chromospheric emission of plages. Lockwood
et al. (2007) reported on the Ca variations (S index and Ca core
emission) over 3 cycles, from 1975 to 2004. As expected, the
Ca variations over the 3 cycles roughly follow the solar cy-
cles, as seen by comparing the TSI temporal variations with
the Ca temporal variations (see also Livingston et al. 2007).
We note that the amplitudes of both the TSI and the Ca varia-
tions vary significantly depending on the cycles; in particular,
the last one (cycle 23) corresponding to the data used in the
present paper exhibit the smallest amplitude among the 3 cy-
cles, indicative of an activity level lower than during previous
cycles. Importantly in the present context, we note the presence
of high frequency variations in the measured Ca indices through-
out cycle 23 (see Fig. 11), at maximum activity (with peak-to-
peak variations greater than 0.01), but also at minimum activity
(peak-to-peak variations of 0.005).

The periodogram of the Ca index for the entire cycle does not
contain any significant peak apart from at 7 days and 3.5 days,
which we checked are also present in the periodogram of the
temporal sampling of the data. Some peaks may be present at
about 26 days, but the associated false alarm probability is in the
range 1−10%. The periodogram corresponding to the low activ-
ity period has a peak at the Sun rotation period with, however,
a 10% false alarm probability. Finally, the periodogram of the
high activity period does not provide valuable information. This
shows that the Ca index periodogram hardly provides any valu-
able quantitative information about the periodicities involved,
even though we study with a relatively large amount of data.

Since the Ca index variations are mostly controlled by the
plages, we do not expect to find a clear correlation between the
Ca index and the presence of spots. This is confirmed in Fig. 12,
where we show the (RV−Ca index) diagram corresponding to
the days (1134 in total) in period 1993−2003, for which the spot
simulations and the Sacramento Peak Solar Observatory Ca in-
dex measurements from the database3 are available at the same
time. However, we see that the higher RV amplitudes are found
during periods of high Ca indices. This is consistent with the
largest spots being present during high activity periods.

4.4. Notes on the plages

Plages are large structures slightly hotter than the Sun surface.
The long timescale variations in the Sun photometry are domi-
nated by plages, even though spots do have clear signatures in
terms of short timescale variations.

Spots have been inferred since several decades on the sur-
face of stars, either dwarfs or young stars, thanks to rotation-
modulated flux decreases in the photometric curve. Doppler
imaging has also enabled maps of spots to be produced in the
case of high projected equatorial velocities stars (early-type stars
or active stars; see e.g., Donati & Collier-Cameron 1997; Skelly
et al. 2008). Plages have been recently inferred from long-term
(years or decades) photometric surveys (Lockwood et al. 2007)
and from line profile studies of young spotted stars (Skelly
et al. 2008, 2009a,b). According to Lockwood et al. (2007), the
long-term photometric variability of stars with 〈log(R′

HK
)〉 lower

than (−4.75, is plage-dominated, with an increase in bright-
ness at maxmimum activity, as in the case of the Sun, whereas
stars of 〈log(R′

HK
)〉 greater than (−4.75 are spot-dominated. We

note however that 1) this limit value of R′
HK

is approximate;
and 2) Hall et al. (2009) have questioned the correlation between
activity and brightness in the case of very low activity stars, as
well as the pertinence of R′

HK
(or the S index) for stars of low

activity.
In any case, if present on the surface of stars in addition to

spots, plages could a priori induce RV variations as spots do.
Since our paper is devoted to the impact of spots on the RV varia-
tions, a detailed study including the plages is not presented here.
However, it is interesting to roughly estimate their contribution.

To do so, we computed the contribution of a plage to the
RV variations. Following Lanza et al. (2007a,b), we assumed
that the temperature difference between the plage and the so-
lar surface varies as 1-µ, where µ = cos(θ) and θ is the angle
between the normal to the surface and the line of sight; using
the plage contrasts observed by Ermolli et al. (2007), the plage
temperature is then Tp = 5800 + 85 (1-µ) K. We furthermore
assumed a filling factor fp = 20% for the plage, and fp = 2% for
the spot. Figure 13 illustrates the RV variations induced by this

3 http://www.ngdc.noaa.gov/stp/SOLAR/
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Fig. 11. Temporal variations of the Ca index, and corresponding periodograms when considering the whole period (left), the low activity period
selected (middle), and the high activity period selected (right).

Fig. 12. Simulated RV and measured Ca index over the whole period.
The values corresponding to the high and low activity periods selected
for reference (see text) are indicated resp. by triangles and squares.

Fig. 13. Contributions to the RV variations of a spot (squares) and a
plage (diamonds) with respective fp = 2 percent and fp = 20 percent
and temperatures respectively 550 K lower and 10 K higher than the
Sun surface. The total RV variations are represented by triangles.

plage located at the equator, as well as those produced by a spot
550 K cooler than the Sun. The total RV variations, produced by
both the spot and the plage are also provided.

In this simple example, the RV signal due to the plage ap-
pears to be slightly lower in amplitude and of opposite sign to

the RV signal produced by spots. When adding both signals, as-
suming implicitely that the spot and plage are seen at the same
time and are centered on the same place, the effect of the plages
is therefore to slightly reduce the amplitude of the RV varia-
tions due to spots alone and slightly modify the position of the
RV extrema.

Of course, this is a very simplified case and the true situa-
tion is more complex, since the ratio of the plage filling factor
and the spot filling factor exhibits in practice a large dispersion
(Chapman et al. 2001) and many plages are seen that are not as-
sociated with spots (this is clearly seen for instance in Fig. 9 dur-
ing the low activity period). The true total RV variations when
considering spots and plages will therefore be more complex.
We can anticipate that the low activity period will be particu-
larly affected. If we assume that the relative impact of the spots
compared to plages on the RV will be comparable to that ob-
served on the TSI curve during the low activity period, then the
plages would induce a pattern of variations with amplitudes of
about 20 cm/s, strongly modulated by the Sun rotation period.
As already mentioned, we expect the high activity period to be
comparatively less affected by the plages, even if they are of
course present.

We will develop a complete and consistent set of simulations
taking into account the plages in a subsequent paper (Meunier
et al. 2010). The possible impact of convective downflows, not
considered here within the plages will also be investigated in this
paper.

5. Earth-mass planets in the HZ of a spotted

solar-type star

We illustrate here the impact of spots on the detectability of
Earth-mass planets in the HZ of solar stars observed with
the future generations of high precision spectrographs, such as
Espresso on the VLT or Codex on the E-ELT (D’Odorico et al.
2007). We then assume that the spotted solar-type star is sur-
rounded by a 1 MEarth planet on a circular orbit, located at a
distance of 1.2, 1 or 0.8 AU. These values are representative
of the inner and outer boundaries of the HZ for a (1 solar
mass MS star (see e.g. Jones et al. 2006). For instance, in the
case of the Sun, Kasting et al. (1993) find HZ boundaries of
0.95 and 1.37 AU, but the limits of the continuously habitable
zone (CHZ), which takes into account the variations in the solar
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Fig. 14. Top: RV of a spotted solar-type star surrounded by a 1 MEarth planet orbiting at 1.2 AU. The star is assumed to be observable 8 months per
year. The RV curves correspond, from top to bottom, to precisions of 10 cm/s, 5 cm/s and 1 cm/s (note that the curves for the precisions of 5 and
1 cm/s have been vertically shifted for clarity purposes). The full cycle (left) as well as a low activity (middle) and high activity (right) periods are
considered. The corresponding periodograms are provided: first line: 10 cm/s; second line: 5 cm/s and third line 1 cm/s.

luminosity with age, are more restrictive: between 0.95 and
1.15 AU. The RV amplitudes associated with these radii are 8.1,
8.9, and 9.5± 0.05 cm/s, respectively, and the periods associated
with these radii are about 480, 365, and 261 days, respectively.
We assume that the precision of the RV data is either 10 cm/s,
which corresponds to the precision requirement of the Codex in-
strument on the ELT, and either 5 cm/s or even 1 cm/s, which
corresponds to the goal performances on the Espresso instru-
ment on the VLT. Otherwise mentionned, we assume that the
spot temperature is 550 K below the Sun effective temperature.
We assume that the star coordinates are (RA, Dec) = (00:00:00,
−45:00:00) and we consider that it is observable in acceptable
conditions whenever its airmass is lower than 1.5, hence, given
its declination, during 8 months. We then assume that the star is
observed either every night during these 8 months (best temporal
sampling), or every 20 nights, 8 nights, or 4 nights. We computed
all RV curves and their associated periodograms for these cases
(orbital radius a, temporal sampling, precisions), and attempted
to fit the RV curves in a number of interesting cases. We now
describe the results obtained in the case of a planet located at
a = 1.2 AU, and discuss the impact of both the planet orbital
radius and the spot temperature.

5.1. Case a = 1.2 AU

Figure 14 provides the resulting RVs for a one-day interval of
observation, as described above, and for precisions of 10 cm/s,
5 cm/s, and 1 cm/s. The associated periodograms are also pro-
vided. These results are given for the whole cycle, as well as
for low and high activity periods. We note that in this section,
we extend the duration of the low and long activity periods
as much as possible so as to cover several planet orbital peri-
ods: the low activity period now extends from JD 2 449 500 to
JD 2 450 900 and the high activity period from JD 2 451 000 and
JD 2 453 000. These periods have then durations of 1400, and
2000 days, respectively.

During the lowest activity period, we see in Fig. 14 that
the planet signal is clearly visible in the RV curve at most
for about 3−4 years. It is much less visible, however, in the
data corresponding to the high activity period. The periodogram
corresponding to the low activity period clearly reveals the
planet orbital period in addition to the activity-related peak at
about 14 days (which we note, was not detected when consider-
ing a 400-day period, but is well detected when this 1400-day
period is considered). The FAP of the planet peak is smaller
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Fig. 15. Impact of the data sampling: Top: RV of a spotted solar-type star surrounded by a 1 MEarth planet orbiting at 1.2 AU. The star is assumed
to be observable 8 months per year and observed every 4 days (top data); 8 days (middle data) or 20 days (lower data). In all casses, we assume
a precision of 5 cm/s. The RV curves have been vertically shifted for clarity purposes). The full cycle (left) as well as a low activity (middle) and
high activity (right) periods are considered. The corresponding periodograms are provided: first line: temporal sampling is 4 days; second line:
8 days and third line 20 days.

than 1%. We note that this peak is higher than the activity-
induced ones, whatever the precision assumed. When consider-
ing the whole cycle, the planet-induced peak intensity becomes
fainter than the activity-related peaks, but still has a FAP smaller
than 1%. When considering the high activity period, the peak
associated with the planet has a FAP larger than 10%. (We note
nonetheless that as it is well detached from the other peaks, it can
still be identified). This is agrees with the low activity period not
being strongly affected by the spots, in contrast to the high ac-
tivity period. Importantly, we see that the peak detectability very
marginally depends on the precision of the data in the present
case.

In the case where the star is observed every 4 days (see for
instance Fig. 15 for a 5 cm/s temporal sampling), the conclu-
sions remain qualitatively similar; however, the planet peak in
the periodogram is lower than in the previous case (daily obser-
vations), and only in the case of the low activity period is its FAP
smaller than 1%. We note that we detect several additional peaks
that are also present in the periodograms of the observing dates,
and are signatures of the true data sampling. Again, the precision
does not have a significant impact on our results.

When the temporal sampling is poorer (Fig. 15), the peak
corresponding to the planet period becomes much less clear in
the case of a temporal sampling of 8 days, with a FAP larger
than 10%, and is no longer detectable in the case of a temporal
sampling of 20 days during the low activity period. During the
high activity period, it cannot be identified already for an 8-day
sampling. Again, the precision of the data does not significantly
impact our conclusions.

The precision has nevertheless a major impact on the capa-
bility of detecting the signature of the spots, as seen in Fig. 16
where we plot the (RV; BVS) diagrams assuming precisions of
1 cm/s, 5 cm/s, and 10 cm/s, as well as an infinite precision in
the planet+spots case and in the spots-only case for comparison.
When considering the planet+spots case, the RV−BVS correla-
tion is quite clear when assuming no noise, or even a 1 cm/s
noise. The correlation is not so clear when assuming a 5 cm/s
noise and is not clear at all with a 10 cm/s noise. In the spots-
only case, the conclusions are similar, as the (RV; BSV) curves
are quite similar. This is because the planet induces variations
with RV amplitudes smaller than 8.1 cm/s, which vary with a
significantly larger amplitude due to the spots (see Sect. 3), and
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Fig. 16. Left: (RV; BVS) diagrams for a spotted solar-type star surrounded by a 1 MEarth planet on a circular orbit at 1.2 AU. The star is assumed to
be observable 8 months per year. From top to bottom, we consider precisions of 1 cm/s, 5 cm/s and 10 cm/s, as well as an infinite precision. The
spot induced RV−BVS correlation is quite clear in the data without noise, and with a 1 cm/s precision; it is marginally seen when considering a
precision of 5 cm/s and is lost when considering a 10 cm/s precision. Right: same, assuming that the spotted star is not surrounded by a planet.
The correlation is quite clear in the data without noise, or with a low noise (1 cm/s), and is not so clear when considering a noise of 5 cm/s and
lost when considering a 10 cm/s noise. The comparison of the left and right figures shows that in this case the planet does not impact the RV−BSV
correlation.

of course, the planet does not induce BVS variations. The impact
of the planet is therefore quite negligible. For a much closer or
more massive planet, the conclusions would naturally be quite
different.

We then tried to fit the RV curves to check whether the planet
parameters (e.g., orbital radius, mass) could be retrieved. We

first assumed that the star is observed with the best temporal
sampling. In this case, the fit of the RV data corresponding to
the whole cycle provides a minimum χ2 corresponding to pa-
rameters close to the input values, within the uncertainties. This
means that the data would permit detection of the planet and
the derivation of its orbital parameters. This is also true when
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considering the RV data corresponding to the low activity period.
During the high activity period however, the minimum χ2 found
corresponds to small periods, typically in the range [0−30] days
(corresponding to the largest peaks in the periodograms). We
can still find a reasonably good fit to the RV curve providing
that a range of periods, including the planet period, roughly es-
timated from the periodogram, is given. Similar conclusions are
reached when considering data obtained with a 4 or 8 day tem-
poral sampling. We show an example in Fig. 17 in the case of a
4-day temporal sampling and a noise of 1 cm/s. We performed
106 realizations of a planet RV signal with 3 parameters: the pe-
riod was taken randomly to be between 0 and 1000 days, the
phase between 0 and 2π, and the amplitude between 0 and the
maximum of the observed signal. For each realization, the χ2

was computed. The upper panels of the figure show the small-
est values of the χ2. In this example, we obtain at a 1σ level:
a = 1.175+0.022

−0.020
AU and M = 1.21+0.16

−0.15
MEarth, and at a 2σ level:

a = 1.175+0.034
−0.032

AU and M = 1.21+0.25
−0.25

MEarth. If the temporal
sampling is worse (every 20 days), no good fit of the RV curve
can be obtained, even when considering the entire cycle or only
the low activity period.

We conclude that based on the simple assumption of a planet
on a circular orbit, the planet signal can be detected, provided
that the star is observed with a very good temporal sampling
(superior to every 8 days), and at least over 4 periods, for the
low activity period. During the high activity period (log(R′

HK
) (

−4.85), only a very high temporal sampling would permit the
detection of the planet signal, but deriving its orbital parameter
becomes very difficult. The temporal sampling is crucial to de-
tect the planet signal, whereas the precision is not so important.
The interest in the RV precision remains in identifying stellar
activity.

5.2. Impact of the orbital radius

Similar conclusions are reached when considering a planet or-
biting at 1 or 0.8 AU. Of course, the smaller the orbital radius,
the larger the planet signal amplitude, and the easier it will be
to detect the planet, for a given temporal sampling. We never-
theless note that the peak at the planet orbital period appears at
a somewhat lower intensity in the case of a = 1 AU; this is be-
cause the planet orbit cannot be completely sampled because the
planet period exactly matches the observability period of the star.
This is illustrated in Fig. 18, where we show the periodograms
obtained in the case of a temporal sampling of 4 days and a pre-
cision of 5 cm/s.

From the former two sections, we conclude that based on the
present assumptions (∆Ts = 550 K), a 1MEarth planet on a cir-
cular orbit in the HZ can be detected provided that the temporal
sampling is good enough (more frequent than every 8 days), and
long enough (covering at least 4 periods). The temporal sam-
pling is therefore crucial to revealing the planet period and al-
lowing a proper fit. This is very demanding in terms of telescope
time but seems to be mandatory. In contrast, the precision (rang-
ing between 1 cm/s and 10 cm/s) does not significantly impact
the detectability of the planet.

5.3. Impact of the spot temperature

We then consider a spot temperature that is 1200 K below the
Sun temperature, instead of 550 K. The cooler spots induce a
higher (by factor 1.75) RV amplitude than those induced by the
former spots. The effect is that for a given sampling, the peak

Fig. 17. Fit of the RV data and parameters found in the case of a 1 MEarth

planet orbiting at 1.2 AU. The spotted star is assumed to be observed 8
months per year, with a 4 days temporal sampling (see the correspond-
ing RV curves in Fig. 3). A 1 cm/s noise level is considered. Left) the
whole cycle is considered; middle) the low activity period is considered,
and right) the high activity periods is considered. Top: χ2 versus period
for a large number of realizations. The minimum χ2 corresponds to the
planet period. Bottom: observed (dots) and fitted (solid line) RV versus
time after folding of the time scale according to the fitted period.

produced by the planet in the periodograms is lower than that for
∆Ts = 550 K. Again the impact is stronger when considering the
high activity period than the low activity period and the precision
does not have a significant impact on the peak detectability. In
Fig. 19, we compare the results for both cases, assuming that the
star is observed every 4 days, and the precision is 5 cm/s.

The RV fitting now provides good results only when consid-
ering the low activity period and if the temporal sampling is the
most frequent possible (every day over the observability period)
or every 4 days.

6. Concluding remarks

We have computed the RV variations that would be caused by
the set of spots observed on the Sun surface between 1993 and
2003. These variations are representative of the RV signatures
that would be measured on a G2V star with a spot pattern and
a rotation period identical to that of the Sun, seen edge-on. Our
main results are the following:

– because of the large number of spots, RV variations are al-
ways present, with amplitudes of up to a few m/s if we
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Fig. 18. Impact of the orbital radius. Periodograms corresponding to the RV of a spotted solar type star surrounded by a 1MEarth planet orbiting at
resp. 0.8 (top), 1 (middle) and 1.2 (bottom) AU. The star is again assumed to be observable 8 months per year, and to be actually observed every 4
days, during the whole cycle (Left), the low (Middle) and high (Right) activity periods, with a precision of 5 cm/s.
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Fig. 19. Impact of the spots temperature. periodograms corresponding to the RV of a spotted solar type star surrounded by a 1 MEarth planet orbiting
at 1.2 AU. The spot temperature is either (top) or 1200 K (bottom) below the star effective temperature. The star is again assumed to be observable
8 months per year, and to be actually observed every 4 days, with a precision of 5 cm/s. From left to right, the whole cycle, the low activity period
and the high activity period are considered.

assume the the spots are about 550 K cooler than the Sun
photosphere;

– the RV amplitudes vary considerably, between 0.2 and 5 m/s,
depending on the activity level. These amplitudes are larger
those estimated for single spots, and are much larger than the
(9 cm/s RV that would be induced by an Earth-mass planet
orbiting at 1 AU from the star. During the low activity period,
the RV curve is significantly more quiet and of much smaller
amplitudes than during the high activity period;

– BVS variations do occur, but the amplitude of the (RV, BVS)
slope is quite small, so that these variations would require

data of very high precision (better than 5 cm/s) to be de-
tectable during the low activity period;

– RV and BVS periodograms require large amount of data
to yield significant results. They contain peaks at periods
sometimes very different from the solar rotation period. This
should be taken into account before attributing peaks at pe-
riods different from the star rotation period to planets rather
than to spots;

– when assuming a spot that is cooler by 1200 K than the Sun,
the amplitude of the RV or BVS curves increase by a fac-
tor 1.75;
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– the simulated photometric variations are in close agreement
with the spot signatures effectively observed on the Sun dur-
ing the same period. The amplitude of the variations is rel-
atively low, and would not, in particular, be detectable from
the ground during the low activity period. During the low
activity period, the comparison with the observed TSI also
shows that even though the highest variations are caused
by spots, the plages produce, a modulation of the TSI on
timescales of the Sun rotation velocity. These plages could
also affect the RV. On the other hand, during the high activ-
ity period, the TSI variations seem to be quite well matched
to the spot-induced variations.

Simulations of a spotted solar-type star surrounded by a 1 MEarth

planet located in the HZ show that the planet period can be de-
tected (with ≤1% false alarm probability) in the periodograms
of the RV, provided that the star is observed sufficiently (more
frequently than every 8 days), during a long period of time (at
least 4 periods). The signal is far more clearly detected dur-
ing the low activity period (much fewer spots are present), and
RV fitting provides satisfactory recovery of the orbital param-
eters. During the high activity period, the planet signature can
be identified, provided that excellent temporal coverage is ob-
tained. The orbital parameters can be derived with greater diffi-
culty. This means that detecting Earth-mass planets may in some
cases (e.g., around stars with activity levels comparable to that
of the active Sun, or stars with short observability periods) be
hardly achievable and in any case require large allocations of
telescope time. A data precision in a range 1−10 cm/s is not
found to impact these results significantly, but on the other hand,
help to identify the spot signatures.

The scenario developed in this paper is however very favor-
able, for several reasons:

– The planet is alone and on a circular orbit.
– The star is seen edge-on, hence the long-lived spots are hid-

den for half of the time. If the star is seen inclined, the spots
may be observed all of the time and their signature, even
though smaller in amplitude, is more comparable in shape to
that also expected from planets (see Desort et al. 2007).

– The level of solar activity was rather low during the cycle
considered.

– The spot temperature was assumed to be constant, only
550 K cooler than the Sun temperature, a value that hap-
pens to fit the Sun data quite well, but may be in the lowest
range of possible values if we consider stars other than the
Sun (Berdyugina 2005).

– No plages or convective flows were considered, altough we
have shown that the impact of the plages on the RV of the
Sun is not negligible, expecially during the low activity pe-
riod. Hence, if solar-type stars with similar activity are also
covered by plages similar to those of the Sun in addition
to spots, their RV jitter will be higher, at least during the
low activity period, than in the case described in this paper,
which would have a strong and negative impact on Earth-
mass planet detectability.
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3.4. Simulation des vitesses radiales du Soleil 87

Le deuxième article (Meunier et al., 2009, soumis) est consacré au même
type de simulation mais avec l’ajout de la contribution des plages, du point
de vue photométrique (zones légèrement plus chaudes que la photosphère,
avec une dépendance par rapport à la distance au centre du disque stellaire)
et en vitesse avec l’effet de la convection qui est modifiée en la présence
de plages. Avec ces simulations nous espérons obtenir une image plus réa-
liste des effets de l’activité solaire à relativement long terme (de l’ordre de
quelques jours et au delà), et donc mieux estimer la détectabilité des pla-
nètes de masse terrestre dans la zone habitable autour d’étoiles avec des
niveaux d’activité similaires.

La photométrie simulée du Soleil, en prenant en compte l’effet des taches
et des plages, reproduit bien la TSI mesurée au cours du cycle d’activité
considéré. La prise en compte des plages en plus des taches est donc néces-
saire. En ce qui concerne la présence des plages ou des taches, pendant la
période de faible activité l’effet (en vitesse et en photométrie) des taches est
ponctuel puisqu’elles ne sont pas toujours présentes à la surface de l’étoile.
L’effet des plages existe quant à lui en permanence, bien sûr à plus ou moins
grande amplitude. Le changement de la convection ne va bien sûr pas af-
fecter la photométrie mais l’impact sur les vitesses est important. En plus
d’ajouter un signal de plusieurs m s−1 pseudo-périodique à la demi-période
de rotation de l’étoile, elle induit une variation à grande échelle (sur le cycle
d’activité) avec une amplitude d’environ 6 m s−1. Cette composante influe
donc de façon non négligeable sur l’ensemble des vitesses et va notamment
perturber la détection des planètes de faibles masses. Les vitesses calculées
en prenant en compte les taches, les plages et la convection sont cepen-
dant corrélées avec l’indice d’activité du Calcium, ce qui permet de détecter
que les variations à longue période sont d’origine stellaire et non planétaire.
Il sera néanmoins important dans la suite de s’intéresser à des étoiles de
types spectraux différents de celui du Soleil et de tenter de comparer ces
simulations du Soleil avec des mesures effectuées dans les mêmes conditions
(instrument, mesure intégrée sur toute la surface) que pour la détection de
planètes.

Les résultats de ces deux articles ont été présentés oralement au work-
shop Towards Other Earths à Porto en Octobre 2009.
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ABSTRACT

Aims. Stellar activity produced by spots and plages affects the radial velocity (RV) signatures. Because even low activity stars would
produce such a signal, it is crucial to determine how it influences our ability to detect small planetary signals such as those produced
by Earth-mass planets in the habitable zone (HZ). In a recent paper, we investigated the impact of sunlike spots. We aim here to
investigate the additional impact of plages.
Methods. We used the spot and plage properties over a solar cycle to derive the RV that would be observed if the Sun was seen edge-
on. The RV signal comes from the photometric contribution of spots and plages and from the attenuation of the convective blueshift in
plages. We analyzed the properties of the RV signal at different activity levels and compared it with commonly used activity indicators
such as photometry and the Ca index. We also compared it with the signal that would be produced by an Earth-mass planet in the HZ.
Results. We find that the photometric contributions of spots and plages to the RV signal partially balance each other out, so that the
residual signal is comparable to the spot signal. However, the plage contribution due to the convective blueshift attenuation dominates
the total signal, with an amplitude over the solar cycle of about 8–10 m/s. Short-term variations are also significantly greater than the
spot and plage photometric contribution. This contribution is very strongly correlated with the Ca index on the long term, which may
be a way to distinguish between stellar activity and a planet.
Conclusions. Providing a very good temporal sampling and signal-to-noise ratio, the photometric contribution of plages and spots
should not prevent detection of Earth-mass planets in the HZ. However, the convection contribution makes such a direct detection
impossible, unless its effect can be corrected for by methods that still need to be found. We show that it is possible to identify the
convection contribution if the sensitivity is good enough, for example, by using activity indicators.

Key words. techniques: radial velocities – starspots – planetary systems – stars: activity

1. Introduction

Among other techniques, the radial velocity (hereafter RV) tech-
nique has been very successful in detecting exoplanets. The in-
creasing sensitivity of new instruments (for example, Espresso
on the VLT or Codex on the E-ELT) is expected to give access
to increasingly lower planet masses (down to Earth-like masses);
however, it also makes the observed RV signal sensitive to other
sources than planets, such as stellar activity and pulsations.

The influence of spots on the RV and bisector were first stud-
ied by Saar & Donahue (1997) and Hatzes (2002). This was
followed by the precise study of the influence of a single spot
on the signal (Desort et al. 2007) in various stellar conditions
such as inclinations or angular rotation rates. In Lagrange et al.
(2010), hereafter Paper I, we simulated the RV signal due to
spots that would be detected if the Sun was observed edge-on
over a long period (typically one solar cycle) with different tem-
poral samplings (between one day and 20 days) with only a few
gaps. The advantage of such an approach compared to the pre-
vious ones is that we could take the full complexity of the activ-
ity pattern into account (structures, spatial distribution, temporal
variations), because the signal from spots on various positions
on the disk can partially balance each other out. Our approach
also allows us to study the temporal behavior of the signal (such
as with periodograms, which are also very useful tools to de-
tect planets in the RV signal). We derived a typical RV signal of

0.45 m/s (rms), with maximum peaks at ±2 m/s, especially dur-
ing the solar maximum (R′

HK
∼ −4.85). During the solar mini-

mum (R′
HK
∼ −5.05), the rms falls to 0.16 m/s with maximum

peaks at ±0.6 m/s. Then we estimated the impact of these spots
on the detection of Earth-like planets and showed that a very
good temporal sampling over a long period was mandatory for
detecting Earth-mass planets in the habitable zone, depending on
the cycle phase.

However, spots are not the only source of RV variations.
The presence of bright plages also induces a variable signal in
RV, as for spots. They are well-known on the Sun, but there are
indirect indications that they are also present on other stars, as
they sometimes dominate the photometry (e.g. Lockwood et al.
2007). Their contrast in temperature is less than for spots, but
their area is much larger. Their contribution is therefore expected
to be significant. Such a contribution to the RV has never been
studied in precise detail. Because they are bright, we expect
plages located at the same position as spots to produce an RV
signal anti-correlated with the one from the spot (see Paper I).
However, because they are not localized exactly at the same po-
sition (in addition to their different spatial extension) and have
a position-dependent contrast, and because in practice there is
no one-to-one correspondence between the two types of struc-
tures (the plage to spot area ratio presents a very large dispersion,
Chapman et al. 2001), the residual signal will be significant. In
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addition, there are many small plage-like structures outside ac-
tive regions, called the network, contributing significantly to the
photometric variations of the Sun. It is crucial to study the two
contributions (spots and plages) separately and in detail because
the respective contributions of plages and spots may be different
on other stars (Lockwood et al. 2007).

Another contribution of plages comes from the attenuation
of the convective blueshift (due to the presence of granulation,
e.g. Gray 2009) when magnetic field is present. Rough estimates
have been made on individual lines (Saar & Donahue 1997; Saar
2003; Kürster et al. 2003) but the impact on the RV variations
derived from the cross-correlation function (CCF) has not been
studied yet.

The objective of this paper is therefore to estimate the con-
tribution of plages to the RV signal (either from the photometry
or the convection), to compare it to the signal produced by spots
at the same time, and to study the resulting signal. As in Paper I,
we consider a Sun seen edge-on over a solar cycle. In Sect. 2,
we describe in detail the data set (spots and plages), the data
processing, and the observables we obtain. Special care is given
to the comparison with the observed photometry (total solar ir-
radiance) in order to validate the parameters used to make the
simulation. The resulting RV are analyzed in Sect. 3 and com-
pared with other observables (photometry, Ca index) in Sect. 4.
In Sect. 5, we study the influence of this signal on Earth-like
planet detection, and conclude in Sect. 6.

2. Description of the simulations

In this section we first describe the input data: the list of sunspots
and plages that is used as input to our simulation tool; the way
we derive the temperature contrasts for these structures; the in-
fluence of convective inhomogeneities. Then we briefly describe
our simulation and the produced observables, which are similar
to what was done in Paper I.

2.1. Input data

To get a good temporal sampling of plages, we used MDI/SOHO
magnetograms (Scherrer et al. 1995) between May 5, 1996 (ju-
lian day 2450209) and October 7, 2007 (julian day 2454380).
This covers a solar cycle with a temporal sampling of about
1 day. We therefore used a different sunspot data set from Paper I
to cover the full plage data set, although there is a significant
overlap between julian days 2450209 and 2453004. We chose
the sunspot group data provided by USAF/NOAA over the same
period (http://www.ngdc.noaa.gov/stp/SOLAR/).

This sunspot data set has a few gaps. Some of them corre-
spond to days without any spot while others are true gaps in the
data. We removed the latter from the MDI data set by check-
ing the Wolf number. In the following, there are therefore plage
structures every day, but in some cases there may be no spot on
the Sun surface. This leads to 3586 days, for a total duration of
4171 days (i.e. a 86% coverage, which is similar to what we had
for spots in Paper I).

The spot data are used without any further processing and
provide 35207 sunspot groups, with the smallest size 10 ppm
(of the solar hemisphere). This size corresponds to a radius of
3.1 Mm, assuming a circular shape. We note that the surface
coverage of the Debrecen data used in Paper I is larger by a factor
of about 1.57 when comparing the same days. The impact of this
difference is investigated in the next section.

Plages (in active regions) and network structures (bright
magnetic structures outside active regions) are extracted from

MDI magnetograms by applying a threshold of 100 G for θ up
to 72◦ (with θ the angle between the line-of-sight and the nor-
mal to the solar surface) in order to avoid the noise close to the
limb. This threshold is quite conservative for limiting the influ-
ence of the noise (about 20 G), and is slightly larger than the
one used by Fligge et al. (2000) on the same data. For the same
purpose, the smallest structures are eliminated. The smallest size
is then 3 ppm (of the solar hemisphere), which corresponds to a
radius of 1.7 Mm assuming a circular shape. This is smaller than
the smallest spots we consider because we also include network
structures and not only plages from active regions. This leads
to 1803344 structures, from the quiet network to large plages in
active regions. The relative contribution of plages and network
structures is discussed in Sect. 2.3.2.

The structures extracted from the magnetograms using this
simple segmentation also include spots of course. With the
present context, this is not critical, however, since the surface
coverage of spots is much smaller. Typically, the filling fac-
tor of spots (determined from the USAF data above) represents
about 6% of the filling factor of structures determined from
the magnetograms. Furthermore, modifications of the threshold
used to identify plages lead to modification of that filling factor
by about 10% in the case of large structures and up to 20% for
small network features, without changing their visual identifica-
tion significantly. This gives an idea of the uncertainty on the
filling factor. The influence of this variation is also investigated
in the next section.

The first input to our simulation tool (for both spots and
plages) then consists in the list of structures: size in ppm of the
solar hemisphere (before correction for projection effects), lat-
itude, and longitude. The projected filling factors are shown in
Fig. 2. The correlation between the spot and plage filling fac-
tors is 0.77. This reflects the correlation between the two, both
on long (cycle) and short time scales (rotation), as active regions
usually include spots, but also the large dispersion of the plage-
to-spot size ratio and the inclusion of the network structures (not
spatially correlated with spots as they are located outside active
regions). The plage filling factor is about one order of magnitude
more than the spot filling factor.

2.2. Contrast choices

2.2.1. Spot and plage observed contrasts

There is a large dispersion in the literature concerning the spot
and plage contrasts. There is also a large temperature difference
from one structure to the next. It is therefore difficult to directly
use the published contrasts found in the literature (for example
Frazier 1971; Lawrence 1988; Ermolli et al. 2007), because they
are very sensitive to the way plages are defined. The large dis-
persion between individual plages, as well as the differences be-
tween plages and network structures (Foukal et al. 1991; Worden
et al. 1998; Ortiz et al. 2002, 2006) also adds to the uncertainty
of these measurements. To realize a consistent simulation, we
computed the photometric contribution of each kind of struc-
ture (spots, plages, network) and compared it with the observed
total solar irradiance (hereafter TSI). In the following we use
the TSI compiled by Claus Fröhlich and Judith Lean (http://
www.ngdc.noaa.gov/stp/SOLAR/) for the 1996–2003 period
and described in Fröhlich & Lean (1998). This comparison is
therefore made over 2263 points.

In Paper I, we used a spot temperature deficit of 550 K, as
this lies well within the range of observations and simulations
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Fig. 1. Upper panel: MDI magnetogram for
September 14, 2002 at 4:48 UT (left) and
Meudon photospheric spectroheliogram at
6:41 UT (right). Lower panel: simulated map
showing the plages derived from the magne-
togram with a contrast increased by a fac-
tor 10 for clarity (left) and the spots from the
USAF/NOAA data set at 12:40 UT (right).

(e.g. Chapman et al. 1994; Fligge et al. 2000; Krivova et al.
2003). The situation is more complex for plages. We can either
use a shape such as the one used by Lanza et al. (2004, 2007) and
in Paper I, i.e. a temperature excess as a function of 1-µ (where
µ = cos θ). We can also use a slightly more complex function
such as in Unruh et al. (1999) and used by Fligge et al. (1998,
2000) to reconstruct the solar irradiance, to account for the dif-
ference from zero contrast at disk center. In the following, we
use a second-degre polynomial starting with a shape similar to
the one modeled by Unruh et al. (1999), as it gives a slightly bet-
ter χ2 when comparing the simulated irradiance to the observed
one (see next section).

2.2.2. Determination of the spot and plage contrast

We used the following procedure to determine the spot and
plage contrasts. We first consider a spot temperature deficit1

∆Ts = −550 K and a plage contrast2 Cp = 0.339–0.563 µ

+0.270 µ2 K, which corresponds to the contrast provided by
Unruh et al. (1999) for wavelengths in the range 470–550 nm.
We then computed a contrast at 600 nm assuming a Planck law,
which leads to estimate the contribution of spots and plages to
the TSI. We chose 600 nm for reference because that is where
the contrast is close to the average contrast over 350–1000 nm,
representative of the bolometric value (Gondoin 2008), hence
the TSI.

1 With respect to the photospheric temperature of 5800 K.
2 Defined as (S pl − S ph)/S ph, with S ph the photospheric irradiance and
S pl the plage irradiance.

This leads to two series, Isp and Ipl, respectively representing
the contribution of dark and bright features to the solar irradi-
ance, in fractions of the TSI of the quiet Sun (i.e. contrasts).
When multiplied by the quiet Sun irradiance S ref they allow
a direct comparison with the observed TSI S obs (in W/m2) by
computing

S mod = S ref(Isp + Ipl + 1),

which sums the contributions of spots, plages (including the net-
work), and quiet Sun respectively. We can adjust S mod to S obs by
applying a scaling factor to each contribution and fitting them to
minimize χ2 =

∑

(S mod − S obs)
2/(N − Npar) where

S mod = S ref fref( fspIsp + fplIpl + 1),

and N the number of points, Npar the number of parameters. The
parameter fref allows adjustment of the quiet-Sun level, while
fsp and fpl allow the contrast to be varied for spots and plages re-
spectively. For our input spot and plage data as described above,
we obtain the following best choice: S ref = 1365.46 W/m2

(which is very close to the one given by Fröhlich 2009, for
the cycle minimum in 1996), ∆Ts = −663 K and ∆Tp =

250.9−407.7 µ + 190.9 µ2 K. Figure 3 (solid lines) shows the
plage excess temperature as a function of µ, as well as the corre-
sponding contrast at 600 nm. This contrast is compatible with the
literature. The correlation between the simulated and observed
irradiance is 0.89.

The final reconstructed irradiance versus the observed TSI
will be shown in Sect. 2.5, as here we have made a simpli-
fied computation to correct for projection effects, we attribute to
each structure the value of µ corresponding to the center of the
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Fig. 2. Upper panel: projected spot filling factor versus time, in ppm of
the solar disk. Lower panel: same for plages.

structure, while in the following we build maps of the solar sur-
face. We also neglect the center-to-limb darkening (which will
be taken considered in Sect. 2.5 where we make a more precise
computation of S mod). Figure 5 shows the contribution of spots
and plages to the irradiance, as well as the simulated irradiance
used here to derive the set of parameters. Our results are quite
similar to those of Fröhlich & Lean (1998), and we reproduce
the observed irradiance.

2.2.3. Uncertainties

To study the influence of our input data set (USAF sunspot group
and plage extraction from MDI magnetograms), we explored
the parameter space related to the structure sizes by applying a
certain scaling factor to them, which should represent the uncer-
tainty we have on the structure sizes. For spots, we applied scal-
ing factors between 1 (original USAF values) and 1.57 (corre-
sponding the Debrecen filling factor), i.e. we allow the spot size
to vary by about 50%. The smaller filling factor in the USAF cat-
alog may stem from missing very small spots (Balmaceda et al.
2009), at least partially. The correction also included a small de-
pendence on the size, as we have been able to compare specific
regions, which shows that, as expected, the correction is rela-
tively large for small structures. For plages, we applied scaling
factors between 0.8 and 1.2, which takes the assumption con-
cerning the inclusion of spots into account, as well as a margin

Fig. 3. Upper panel: plage temperature excess versus µ (solid line), and
with a modification of the plage size of ±10% (dashed lines) and ±20%
(dotted lines), see text for details. Middle panel: same for the contrast
at 600 nm. Bottom panel: plage temperature excess versus the contrast.

for the choice of the threshold. We therefore allowed the plage
and network sizes to vary by ±20%.

For each new series of spot and plage sizes, we searched
for the contrasts that provide the best fit to the observed TSI,
following the method described in Sect. 2.2.2. Indeed, at first
order, if one slightly overestimates the plage areas, for example,
it can be compensated for a larger temperature excess. This is
true for the reconstitution of the solar irradiance and also for RV
computations as it also is a photometric effect. The quiet-Sun
solar irradiance is fixed to our best value above, as it is very
robust.
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The results are as follows. The corresponding∆Ts ranges be-
tween –670 K (for a spot scaling factor of 1) and –450 K (for a
spot scaling factor of 1.57), with a strong correlation as expected
(see Fig. 4). At µ = 0, ∆Tp varies between ∼315 K (for a plage
scaling factor of 0.8) and ∼215 K (for a plage scaling factor of
1.2), and between ∼43 K and ∼29 K at µ = 1, here again with
a strong anticorrelation because the areas and temperature ex-
cess compensate for each other. This anticorrelation is shown in
Fig. 4 for µ = 0. Figure 3 also shows the plage-temperature ex-
cess (and contrast at 600 nm) versus µ for the whole domain.
Over the whole domain, the χ2 remains very low. It does not
show any systematic effect when changing the plage surface. The
χ2 is, however, smaller for the spot scaling factor of 1 compared
to 1.57. It is also very close to the minimum as a test of a few
values below 1 for the spot scaling factor shows that the χ2 then
increases again.

Finally, we note that in Paper I we used the Debrecen data
set, which corresponds to the spot-surface scaling factor of ∼1.6
in Fig. 4. We used a spot temperature deficit of –550 K, which
lies in the middle of our range, instead of –450 K. We therefore
expect our spot RV signal to be weaker by about 20% than that
of Paper I, in which the spot temperature deficit could not be
validated precisely using the observed irradiance because plage
were not taken into account.

We are therefore confident that our choice of temperature
contrasts will provide the correct amplitude of the RV signal,
as we are including two crucial ingredients in our simulation: a
correct amplitude due to a good combination between area and
contrast, as checked by the comparison with the observed irra-
diance, and a realistic temporal evolution of structures thanks to
the temporal sampling and coverage.

2.3. Convective inhomogeneities

2.3.1. Estimation of convective shifts

In addition to the photometric effect described above, another ef-
fect can lead to RV and bisector variations. The presence of con-
vection in the photosphere produces a blueshift of spectral lines,
as well as a distortion of these lines (e.g. Dravins et al. 1981;
Dravins 1982, 1999; Livingston et al. 1999). This comes from
the correlation between velocities and brightnesses in granules.
Granules are convective cells at the 1 Mm scale, in which up-
ward motions associated to bright area occupy a larger surface
than downward motion area (dark lanes), leading to blueshifts
and to line distortion. However, where magnetic field is present,
it is well known that convection is affected, and is greatly re-
duced (e.g. Hanslmeier et al. 1991; Title et al. 1987; Schmidt
et al. 1988). This strongly impacts the lines by locally modify-
ing their shape and producing a redshift that compensates for
the convective blueshift (Cavallini et al. 1985; Immerschitt &
Schroeter 1989; Brandt & Solanki 1990; Hanslmeier & Mattig
1990; Guenther & Mattig 1991; Hanslmeier et al. 1994). This in-
fluence of the magnetic field on the lines has also been modelled
by Marquez et al. (1996); therefore, we do expect this blueshift
to be modified by the presence of plages (as well as spots, but
their contribution is small as they represent a much smaller sur-
face and are darker).

In the following, we estimate the amplitude of the convec-
tive blueshift in the quiet Sun. The convective blueshift largely
depends on the line depth, and a large dispersion is present in
the literature as most studies focus on a small number of lines.
We have used the detailed results of Gray (2009) for the Sun and
derived a blueshift as a function of the line depths using a linear

Fig. 4. Upper panel: spot temperature deficit versus the spot-surface
scaling factor for the explored range of scaling factors (see text for de-
tails). For a given spot-surface scaling factor, the various points corre-
spond to different plage-surface scaling factors. Bottom panel: same for
plages at µ = 0.

function. Then, on the solar spectrum obtained by Delbouille,
Neven, and Roland (retrieved from the BASS2000 data base),
we have identified the lines in our spectral range of interest, re-
trieved their position and depth, then simulated a spectrum in
which each line has the same depth but is shifted by a different
amount according to its depth and following Gray (2009). We
used a linear relation between the line depth and the blueshift,
which is extrapolated to lines outside the range of depth consid-
ered by Gray (2009). Finally, we computed the shift that would
result from a cross-correlation applied on such a spectrum. We
therefore consider the distribution of line depths in the spectrum
and that cross-correlation functions (used later to derive the RV)
are more sensitive to deep lines than weak lines. This produces
a convective blueshift corresponding to the integrated light of
about 200 m/s that is representative of the whole spectrum. The
local (vertical) convective blueshift is therefore 285 m/s (the cor-
responding factor being the result of projection effects combined
to the center-to-limb darkening). It is similar to the value used
by Kürster et al. (2003) derived from Dravins (1999), but higher
than the value considered by Saar (2003), about 90 m/s for the
v sin i we consider.

Gray (2009) studied the blueshift only for a quiet Sun (or
star). On the other hand, Brandt & Solanki (1990) studied the
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Fig. 5. First panel: reconstructed spot contribution to irradiance. Second
panel: reconstructed plage contribution to irradiance. Third panel: total
reconstructed irradiance. Fourth panel: observed irradiance.

line shape and shifts for different magnetic filling factors (includ-
ing the quiet Sun), by observing at different positions in a plage.
They find a blueshift in plages which is 1/3 of the value in the
quiet Sun. We therefore use in the following an attenuation of the
convective blueshift of 2/3 of our values, i.e. 190 m/s. The results
of Cavallini et al. (1985) are also compatible with this result. We
expect the attenuation to be around zero in spot umbra (Solanki

1986; Martinez Pillet et al. 1997), but the contribution of the um-
bra is very small. Given that the spread in convective blueshift
associated to plages in the literature, about 50 m/s, we consider
that, in the presence of plages and network (see next section),
the convective blueshift is attenuated down to 190 m/s, with an
uncertainty of ±50 m/s. We neglect in this work the contribu-
tion of the Evershed effect (mostly associated to spot penumbra)
and supergranulation, because we expect them to only increase
slightly the jitter on scales from days to weeks.

2.3.2. Notes on the convective shifts

All solar observations of the line distortions and shifts due to
magnetic fields have focused on plages. Our data set includes
a significant contribution from the network. We also know that
some abnormal granulation is associated to it, for example, to
network bright points (e.g. Muller et al. 1989). More recently,
Morinaga et al. (2008) have shown the suppression of convec-
tion around small magnetic concentrations; however, there is no
specific study of the lineshift associated to the network that we
are aware of. In the following, we consider the RV signal asso-
ciated to all structures, but will also estimate it for regions of a
signifiant size only in order to test the possible range of variation.
There is of course a continuum in size from the largest active re-
gions to the small network structures (Meunier 2003), but only
considering sizes above 100 ppm (corresponding to a radius of
10 Mm) would probably give a good estimation of a lower limit
for the convection contribution to the RV. This is discussed in
Sect. 3.3.2.

Finally, it should be noted that the final RV signal due to
convective inhomogeneities is sensitive to the actual areas of
structures and to the ∆V we consider. As before, for area and
temperatures, there is a trade-off between the two. However, un-
like the temperature, we do not have the possibility of testing it
independently.

2.4. Simulated spectra

Simulated spectra are computed as described in Paper I. A rigid
rotation of 1.9 km s−1 at the equator is assumed. For each type
of structure (spots and plages), we build a 3D hemisphere map
of the visible Sun seen edge-on. We assumed circular shapes in
both cases, mostly for simplicity as we do not expect the shape
to significantly impact on our result, and more importantly to be
able to extrapolate easily to other stellar cases in future works.
For the photometric contribution of magnetic structures, the re-
sulting spectrum is then computed assuming that spots (respec-
tively plages) emit a solar-like spectrum following a black body
law with a temperature as described in the previous section. To
take the convection into account, we consider a solar-like spec-
trum (black body with the photospheric temperature) shifted by
a velocity perpendicular to the solar surface (which produces a
redshift) of 190 m/s.

2.5. Computation of the observables

The observables are then computed using the SAFIR software
(Galland et al. 2005) as on actual stellar spectra. In this paper
we focus on the analysis of the RV. As in Paper I, computations
were made only on one spectral order (order #31) as the whole
process is very time consuming. We therefore obtained three se-
ries of RV, due to spots, to plages (and network) through their
photometric contribution (hereafter the plage signal), and to the
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Fig. 6. Total reconstructed irradiance versus the observed irradiance
(W/m2).

influence of plages on convection (hereafter the convection sig-
nal). The bisector velocity span (hereafter BVS) due to convec-
tive inhomogeneities has a very complex influence on the final
line shape, and is not characterized with sufficient precision in
the literature. We therefore only analyze the RV in this paper.

We also computed the photometry at 600 nm to check that
we obtain the expected agreement. Figure 6 shows the good cor-
relation (0.89) between the final simulated photometry and the
observed TSI. The residual difference between the model and
the simulation largely comes from the strong temperature vari-
ation from one structure to the next. However, we capture the
essential variability of the photometry.

2.6. Simulation of an active star with a planet

To test the planet detectability providing the activity we model,
we added the signal of a 1 Mearth planet located at 1.2 AU (see
Paper I) to the activity signal, as well as some random noise at
various level. This is analyzed in Sect. 5.

3. Results

In this section we present the different contributions to the RV
signals over the whole period. In addition, in order to have a
better idea of the dependence on the activity level, we also show
the results for two 9-month periods as in Paper I: a period of
low activity from July 1, 1996 (JD 2 450 266) to April 1, 1997
(JD 2 450 540), leading to 213 data points over 274 days, and a
period of high activity from February 1, 2000 (JD 2 451 576) to
November 1, 2000 (JD 2 451 850), leading to 274 data points,
also over 274 days. They will be denoted as “Low” and “High”,
respectively, in the next figures and tables.

In addition to the total RV and the 3 individual components,
we also discuss the contributions due to spots and plages sep-
arately (the total being denominated as the spot+plage signal)
and compare them with the convection signal. This is important
as they have a different origin (even if the convection signal re-
lates to plages): on a star with similar plages but much weaker
convection, the plage signal would remain the same but the con-
vection signal would become very small.

3.1. RV variations

3.1.1. The spot and plage induced RV variations

We first consider the individual time series of RV due to the
photometric contributions of spots and plages. They are shown
in Fig. 7. The amplitude of the spot signal is similar to what
we found in Paper I (slightly smaller as expected), with maxi-
mum RV up to a few m/s during high activity periods. The RV
is lower than 0.6 m/s during the minimum. The plage signal is,
as expected, also higher during the high activity period (up to
1.6 m/s), i.e. about a factor two below the spot signal. The plage
signal during the low activity period reaches 0.4 m/s, slightly be-
low that of spots. It should be noted, however, that during that pe-
riod the spot signal may be zero for an extended period of time,
while the plage signal is always different from zero. Figure 8
(upper panel) shows the different contributions in more detail
over a short period (60 days). As expected, the spot signal is par-
tially compensated for that of plages (it was already true in the
very simple computation made in Paper I), but not entirely. This
can be explained as most active regions contain spots (leading
to a compensation) but the area ratio between spots and plages
varies (e.g. Chapman et al. 2001) and there are plages with no
spot. Over the whole data set, the correlation between the spot
and plage RV is indeed –0.47.

Figure 9 shows the distributions of RV for the spot and plage
signals. The distributions are not Gaussian, as they show ex-
tended tails, and, in the case of spots, a sharp peak at zero RV
(related to the significant number of days with no spot). The
shape of the distribution is related to the shape of the solar cy-
cle, i.e. to the variation in the activity level over time. A similar
size distribution of structures with a constant activity level gives
a Gaussian distribution. A sinusoidal shape for the solar cycle,
for example, only leads to a small departure from the Gaussian
shape while the proper shape gives a distribution similar to what
is shown in Fig. 9. The rms RV for the whole period and the
two periods corresponding to low and high activity are summa-
rized in Table 1. The sum of the spot and plage RV is indicated as
“sp+pl”. It confirms that at all time spots and plages provide sim-
ilar rms, but as they partially compensate for each other, the re-
sulting rms is in fact similar to that of the individual components.

Figure 10 shows the periodogram for the RV signal over the
whole period for the spot+plage signal. The peaks corresponding
to half the rotation period are strongly emphasized compared to
the peaks at the rotation period. It may stem from the presence
of active longitudes separated by 180◦ as discussed in Paper I.

3.1.2. The convection-induced RV variations

The convection signal is much stronger than the spot and plage
ones as shown in Figs. 7 and 8. It is also fundamentally dif-
ferent, as it is always positive so that all contributions add up.
Therefore plages at different longitudes do not compensante for
each other (as in the previous case) and the signal is maximum
when the features are at the central meridian. This signal is then
correlated very well with the filling factor of plages (correlation
close to 1). When considering a small time series, however, as
in Fig. 8, even if the signal is shifted because of the convection
signal, the rms is not very different from the one caused by spots
and plages alone (only a factor 2 larger this time). The influence
on the observed RV will therefore depend on the temporal cov-
erage compared to the length of the cycle, as shown in Fig. 11.
As previously, Table 1 shows the rms for the RV due to con-
vection. While considering restricted periods of 9 months (low
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Fig. 7. Left column: RV (m/s) for spot signal, plage signal, convection signal, and total (From top to bottom), for the whole data set. Middle column:
same for the low activity period. Right column: same for the high activity period.

and high activity periods), the rms of the convection RV remains
significantly larger than the one caused by spots and plages. We
note a factor 6–7 between the rms due to spots and plages and

the rms due to convection when computed over the whole series
or at cycle minimum. The factor is twice smaller during cycle
maximum.
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Fig. 8. Upper panel: RV signal from spots (dotted line), plages
(dashed line), and spots+plages (solid line) in m/s, for julian days
2 451 790–2 451 850, i.e. during the high activity period. Lower panel:
same for spots+plages (dotted line), convection (dashed line), and total
(solid line).

Fig. 9. Histogram of RV (m/s) for spots+plages (solid line), spots (dot-
ted line), and plages (dashed line), for the whole period.

3.1.3. The total RV variations

Finally, we consider the total signal as shown in Fig. 7. The
corresponding rms and maximum amplitude (peak-to-peak) are
shown in Table 2, for the whole period, as well as the low and
high activity periods. For the whole period, we reach an rms of

Fig. 10. Upper panel: periodograms for the spot+plage RV for the
whole serie. The horizontal dotted line show the level for a false-alarm
probability of 1%. Lower panel: same for the total RV, i.e. taking the
inhibition of the convective blueshift into account.

Fig. 11. Histogram of RV (m/s) for convection, for the whole period
(solid line), low activity period (dotted line), and high activity period
(dashed line).

2.4 m/s, with a peak-to-peak amplitude above 11 m/s, clearly
dominated by the convection signal. The amplitude is signifi-
cantly lower during the low activity period, but can still reach
peak-to-peak amplitudes of 2 m/s with a rms around 0.4–0.5 m/s.
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Table 1. RV rms (in m/s) for specific components.

Spots Plages sp+pl Conv. Total

All 0.34 0.31 0.33 2.38 2.40
Low 0.09 0.10 0.08 0.44 0.44
High 0.48 0.44 0.42 1.39 1.42

Figure 10 shows the periodogram for the total RV signal over
the whole period. The convection RV, which dominates the to-
tal signal, emphasizes the rotation period, however, because the
sign is always the same. For the same reason, the long time-scale
features are also emphasized. As the rotation period is often not
known precisely, any more than the zero on the RV curves, such
a difference between the two kinds of contributions may be dif-
ficult to separate.

3.2. Comparison with observed solar RV

There are no observations of the solar RV during the period cov-
ering our data set (cycle 23) that we are aware of. We there-
fore considered three previous studies covering either cycle 21
or 22. We have already compared the RV signal caused by spots
in Paper I. It was not possible to use these observations to val-
idate our simulation. By including plages it may be possible to
make a more precise comparison, however.

McMillan et al. (1993) measured the solar RV using the
moon light observed in the violet part of the spectrum. They have
determined an upper limit for intrinsic solar variations of ±4 m/s,
during cycle 22 essentially (1987–1992). This is less than our
total RV variation. However, it is quite compatible with our rms
RV for the spots and plages only (0.33 m/s), as well as our max-
imum peak-to-peak amplitude (2.4 m/s), even taking the slightly
larger contrasts in the violet into account. In the wavelength do-
main they used, there is a very large proportion of deep lines, but
as shown by Gray (2009), these are the lines that have the lower
convective blueshift, so it is possible that their small RV comes
from their being predominantly sensitive to the spot+plage RV.

During a similar period (1983–1992), Deming & Plymate
(1994) measured the solar RV in the 2.3 µm domain. They find
a long-term variation with a peak-to-peak amplitude of about
30 m/s, and a large dispersion on short time scales (10–20 m/s).
Considering that cycle 22 was more active than cycle 23 by
about 30%, we would expect long-term variations of about
11 m/s, i.e. 3 times less than their observation. It is quite pos-
sible that, in the wavelength domain they consider, the convec-
tive blueshift is much more pronounced, but there has been no
such study that we are aware of to confirm that possibility. Their
short-term variations are also significantly greater than our re-
sults for spots and plages, especially considering the reduced
contrast expected at 2.3 µm.

Finally, Jimenez et al. (1986) measured the solar RV in the
potassium line at 769.9 nm (Brookes et al. 1978) during cycle 21
(1976–1984). On long time scales, they find a peak-to-peak am-
plitude of 30 m/s, which is compatible with that of Deming &
Plymate (1994) and also 3 times larger than our convective sig-
nal. Their short time-scale variations can reach 20 m/s during
cycle maximum, and are therefore also significantly more than
our results.

Table 2. RV rms and peak-to-peak amplitude (in m/s) and relative rms
photometry for the three periods.

rms RV ampl RV rms phot

All 2.40 10.8 3.6 × 10−4

Low 0.44 1.9 1.2 × 10−4

High 1.42 8.0 4.5 × 10−4

3.3. Discussion on the convection RV amplitude

3.3.1. Impact of the convective blueshift amplitude

We computed the convective RV variations on a short period
(60 days) when using a ∆V from 50 m/s to 300 m/s. It appears
that both the RV and BVS amplitudes vary linearly with ∆V .
This means that it is easy to extrapolate to different convection
conditions from our results.

3.3.2. Impact of the areas cancelling the convective blueshift

As pointed out in Sect. 2.3.2, the reduction of the convective
blueshift in the network structures outside active regions is more
uncertain than in plages. We therefore recompute the convec-
tion RV while selecting structures (plages) only above 100 ppm.
This corresponds to structures above 305 Mm2. We recall that
the convective RV is correlated very well to the filling factor,
and therefore we find results that are consistent with the relative
contribution of these structures over the solar cycle. As shown by
Meunier (2003), all structures including the smallest one (at the
MDI spatial resolution) are correlated with the solar cycle, and
the amplitude of variation decreases when the size decreases.
Here, we find that these structures contribute to 35% of the rms
RV during the low activity period, and to 55 % during the high
activity period.

For comparison, the same large structures contribute in a
larger proportion to the plage (photometric) RV: 68% during
the low activity period and 83% during the high activity period.
The reason is that, in that case, because similar structures on
both side of the central meridian cancel each other and because
small structures are more numerous and more homogeneously
distributed over the solar surface, small structures contribute less
than large structures, relative to their contribution to the filling
factor. For convection however, all contributions add up, so they
are directly related to the filling factor.

We also find that very small structures, for example those
smaller than 80 Mm2 (typical network structures for Wang
1988), should contribute to 30% of the filling factor at cycle
maximum and 70% at cycle minimum. When considering struc-
tures only above that size, we find that the plage RV has almost
the same rms as before (0.29 m/s instead of 0.31 m/s, confirm-
ing the insignificant contribution of the smallest structures to the
plage signal), but the rms of the convective RV is about 2 m/s
instead of 2.5 m/s, so that these same small structures signifi-
cantly contribute to that signal. As pointed out above, this only
estimates the various contributions, but the exact attenuation of
the convective blueshift in these regions is not well-known, even
if we know that the granulation associated to them is abnormal.

Finally, the conservative threshold we have used to extract
plage and network structures from MDI magnetograms implies
that we are missing a significant part of the flux (e.g. Krivova
& Solanki 2004) in very quiet regions, which may also be as-
sociated to a small attenuation of the convective blueshift, with
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Fig. 12. Total RV (m/s) versus the observed TSI (W/m2) for the whole
data set (dots), for the low activity period (yellow triangles) and for the
high activity period (pink squares).

a badly defined level. Therefore it is likely that our RV signal
slightly underestimates the exact value.

In conclusion, considering plages above 100 ppm only pro-
vides a conservative lower limit for the convection contribution,
i.e. about half the total signal during cycle maximum and about
a third during the minimum.

3.3.3. Impact of the method

To separate the photometric contribution and the RV due to the
reduction of the convective blueshift in plages, we computed
these two contributions separately. We also computed the RV
signal on a short time series for plages that take both effects into
account simultaneously; i.e., we consider a plage contribution
shifted by ∆V and with the usual plage contrast in temperature.
We want to compare the resulting RV: RVall with the sum of
the plage and convection RV computed before RVsum. The dif-
ference between the two presents an rms of 0.04 m/s, which is
one order of magnitude smaller than the plage RV for that period
(about 0.4 m/s) and of course much smaller than the convection
contribution. RVall and RVsum are very well correlated (correla-
tion of 0.97). There is however a systematic offset of 0.23 m/s
between the two, with RVall larger than RVsum. This value is,
however, still smaller than the average RVall (5.8 m/s). We con-
clude that our approach leads to the correct amplitude and vari-
ability of both contributions.

4. Search for correlations of the radial velocity

signal with other observables

4.1. Total solar irradiance

We compared the obtained RV with the observed TSI over the
period 1996–2003. As photometry is often used as an activity
criteria, it is important to check how the RV related to activity
correlates with the TSI. There is no correlation between the RV
due to spots and plages and the TSI. Low TSI values tend to cor-
respond to periods with a small rms in RV, as already pointed
out by Kürster et al. (2003). When considering the total RV
(Fig. 12), there is a small correlation between the RV and TSI

Fig. 13. Total RV (m/s) versus the Ca index for the whole data set (dots),
for the low activity period (yellow triangles) and for the high activity
period (pink squares).

over the whole period (correlation of 0.40), although this corre-
lation tends to disappear when considering shorter periods.

4.2. Ca index

Another commonly used indicator of stellar activity is the Ca in-
dex. It is therefore useful to study the correlation between this
indicator and the observed RV. As in Paper I we use the Ca in-
dex provided by the Sacramento Peak Observatory, for the pe-
riod 1996–2002. There is no correlation between the RV signal
considering only spots and plages and the Ca index. However, as
already noted in Paper I for spots, periods with a low Ca index
correspond to a small RV dispersion, while periods with larger
Ca index correspond to a larger RV dispersion. When consider-
ing the total RV, i.e. taking the convection into account, over the
whole period (Fig. 13), the correlation is strong (0.89). This is
not surprising as the Ca index is related to plages, and the total
RV is dominated by the convection signal (also related to plages,
with no sign change).

5. Planets

To test the detectability of earth-type planets in the habitable
zone, we have considered, as in Paper I, a 1 Mearth planet or-
biting at a 1.2 AU from the star on a circular orbit. The RV am-
plitude of such a planet, for a system seen edge-on, is 0.08 m/s
and its orbital period 480 days. We computed the resulting RV
signal for the whole data set, as well as for two periods of low
and high activity. The noise level is chosen to be 1 cm/s (the goal
for Espresso on the VLT, D’Odorico & the CODEX/ESPRESSO
team 2007), 5 cm/s, and 10 cm/s (for Codex on the E-ELT,
D’Odorico & the CODEX/ESPRESSO team 2007). Different
temporal samplings were considered.

5.1. Spot and plage RV variations

Figure 14 first shows the periodogram of the signal correspond-
ing only to spots and plages, with a 1 Mearth planet orbiting
at a 1.2 AU and a 1 cm/s noise level. The peak correspond-
ing to the planet is highly significant (false alarm probability
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Fig. 14. Upper panel: periodogram of the spot+plage RV (m/s) added
to the planet (see text) and a 1 cm/s noise, over the whole period. The
sampling is the original one with 4-month gaps every year. The vertical
dashed line indicates the planet orbital period. The dotted lines indicate
the power corresponding to false alarm probabilities of 1% (upper line)
and 10% (lower line). Lower panel: same for the total RV added to the
planet (see text) and a 1 cm/s noise.

below 10−12). The sampling is the original one with 4-month
gaps every year to simulate a star that would not be visible at
all times (Dec. ∼ −45◦) as in Paper I. The same is true when
considering only a few years of low activity (extended to cover
790 days) or high activity (extended to cover 2000 days). When
degrading the temporal sampling down to 4 or 8 days, the ampli-
tude of the planet peak decreases and becomes barely significant,
especially on the shorter periods, as in Paper I.

5.2. Total RV variations

When considering the total RV (including the convection con-
tribution), again with the 1 Mearth planet orbiting at a 1.2 AU, a
1 cm/s noise level and a 4-month gap every year, Fig. 14 shows
that the peak corresponding to the planet is not significant. It is
also adjacent to larger peaks at nearby periods. This is due to
the fact that convection dominates the spot+plage contribution,
the noise, and the planet, so that the total RV shows a long-term
variability related to the solar cycle, including on the scale of the
year or a few years, hence the adjacent peaks (see for example
Fig. 10).

If we decrease the amplitude of the convection contribution
by just a factor two (see Sect. 3.3.2), the planet peak has a false
alarm probabiblity of 18%; for a factor 5 it becomes 3 × 10−7.
The latter is very significant, but it is still adjacent to nearby
peaks that are as significant, therefore it would be very difficult
to identify it as caused by a planet. Increasing the noise level
or degrading the temporal sampling does not change the nature
of the problem. In conclusion, we would need to decrease the
convection contribution by one order of magnitude to be able to
identify the planet signal, even when using the best sampling.

6. Conclusion

We computed the expected solar RV variations caused by the
photometric contribution of spots, as well as the contributions
of plages through their photometry and the suppression of the
convective blueshift between 1996 and 2007. The Sun was con-
sidered to be seen edge-on and observed in conditions similar to
HARPS (spectral coverage and resolution). This work comple-
ments Paper I, which only considered the spot contribution. Our
simulation reproduces the observed photometry, so we are con-
fident that their relative contributions are correct. Our approach
takes the complex activity pattern observed on the Sun into ac-
count. Even if the full characterization of such a complex pattern
is currently beyond reach for other stars, precise photometric ob-
servations by COROT shows that solar-like stars can exhibit sev-
eral short-lived spots at the same time (for example Mosser et al.
2009) or show a complex pattern between spots and plages (e.g.
Lanza et al. 2009, for a young solar-like star). We obtain the
main following results.

The photometric contributions of spots and plages only par-
tially compensate for each other, so that the sum of these two
signals is not very different from the spot signal. The shape of
the RV distribution is not Gaussian and may provide information
on the shape of the cycle, which may be a useful diagnosis tool
in the future.

The plage contribution due to the convective blueshift sup-
pression dominates the total signal. Unlike the previous one, the
sign is always the same (a redshift when activity is present), i.e.
is additive, and its long-term amplitude is about 8 m/s. The short
time-scale RV rms is close to the m/s (and down to 0.4 m/s dur-
ing the low activity period). Finally, we point out that this con-
tribution is very line-dependent, as shown by Gray (2009), and
therefore a precise computation must be made depending on the
spectral range considered. If many lines are available, it should
be possible in principle to compare the RV series computed us-
ing the strong and weak lines separately in order to identify the
origin of the variation.

The comparison with observations of the solar RV is not
easy, because of different temporal coverages and wavelength
domains. The photometric signal should be sensitive to the
wavelength domain because the contrast (assuming a black
body) is lower in the red than in the violet part of the spectrum.
On the other hand, the convective blueshift is very line-sensitive.
Here we have estimated the contribution when considering most
lines of the visible spectrum. On the other hand, all solar RV ob-
servations have focused on a single line or a restricted part of
the spectrum, for which this convective blueshift might be very
different and, unfortunately, has been poorly studied.

The RV is not correlated well with the total solar irradiance.
Therefore a lack of correlation between observed RV and pho-
tometry should not lead to the conclusion that the observed RV
cannot be due to activity. This is true for both the photometric
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contribution of spots and plages to the RV and for the convec-
tion signal. On the other hand, when the total RV is dominated
by the convection signal, we expect from the present results a
strong correlation with the Ca index. It is also dependent on the
variability of the Ca index. The correlation remains very small,
however, when only considering the photometric contribution of
spots and plages to the RV.

We also tested the influence of activity and noise on the de-
tection of an earth-like planet at 1.2 AU on a circular orbit. When
considering only the photometric contribution of the spots and
plages, the results are similar to that of Paper I. A good tempo-
ral sampling is necessary to detect the planet. On the other hand,
when also taking the convection into account, the activity-related
RVs completely dominate the signal at a level of about 8 m/s, and
it seems impossible to detect the planet. Because there are other
significant peaks in the same range of periods, the convection
signal would need to be at least one order of magnitude weaker
to make the identification of the planet peak possible, otherwise
the adjacent peaks would still be of similar amplitude.

In conclusion, the photometric contribution to RV of both
spots and plages at a level comparable to the Sun should not pre-
vent detection of earth-like planets in the habitable zone around
solar-like stars, providing a very good temporal sampling (bet-
ter than 8 days and over a long monitoring period) and a good
signal-to-noise ratio. On the other hand, the attenuation of the
convective blueshift due to active regions, at the same level,
seems to make it impossible to detect such a planet in similar
conditions, as the orbital period is in the same range as the long-
term strong activity signal. However, the properties of this con-
tribution are such that some diagnosis may be established more
easily than with the photometric contributions.

– The convective blueshift presents a strong spectral sensitiv-
ity, so that using two masks (of respectively deep and weak
lines) should lead to significantly different RV variations. For
example, for a ∆V of 200 m/s over all lines, we find 455 m/s
for lines with depths between 0.5 and 0.95 (weak lines) and
155 m/s for lines with depths below 0.5 (strong lines), i.e. an
expected factor 2.7 between two such RV series.

– The correlation with the Ca index is very strong. Such a cor-
relation could be used to correct long-term RV variations, as
done by Saar & Fischer (2000).

– The BVS remains to be studied in detail, but we can expect
it to be of large amplitude given the impact of that contribu-
tion on the lines, allowing it to be above the noise of future
instruments. This will have to be confirmed using a realistic
modelization of the line distortion when taking the convec-
tive blueshift into account.

All these diagnosis will be very sensitive to the noise level.
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3.4.2 Simulation de l’activité solaire à partir des données statis-
tiques

Méthode

Une autre façon de reproduire l’effet de l’activité du Soleil est d’utiliser les
propriétés statistiques des taches observées à la surface du Soleil, détermi-
nées à partir des observations faites par le GPR (Greenwich Photoheliogra-
phic Results) depuis 1874 (Baumann et Solanki 2005) et au Mont Wilson
(Bogdan et al. 1988) pour la période 1917–1982. Une fois ces propriétés sta-
tistiques connues, on peut les utiliser pour créer les taches à injecter dans
les simulations afin de reproduire les effets de l’activité au cours du cycle
solaire. Mais on peut aussi en changer les paramètres caractéristiques afin
d’explorer leurs effets et tenter de reproduire des cycles stellaires différents
de celui du Soleil, ce qui a un grand intérêt dans le cadre des recherches
d’exoplanètes.

Paramètres

Nous reprenons la simulation initiale à une tache avec les paramètres de
l’étoile (Teff, vrot, i), puis nous injectons des taches générées aléatoirement
selon les distributions suivantes :

– distribution gaussienne en latitude pour l’hémisphère nord et pour
l’hémisphère sud, (σθ, θ). θ évolue au cours du cycle stellaire pour
passer d’un θmax (minimum d’activité du cycle) à un θmin (minimum
du cycle suivant) avec une décroissante linéaire en fonction du temps.
Dans le cas du Soleil nous avons pris σθ = 6̊ , θmax = 22̊ et θmin = 9̊
(respectivement −22̊ et −9̊ pour l’hémisphère sud). À partir de cette
distribution, on retrouve le diagramme “papillon” bien connu pour le
Soleil (Fig. 3.26).

– distribution lognormale en taille (paramètres de la distribution : σfr
=

1,5, fr = −1,5), Fig. 3.27.
– distribution gaussienne du nombre de taches à la surface de l’étoile à

un instant donné (σN, N). σN et N évoluent suivant une sinusöıde au
cours du cycle stellaire pour passer d’un σNmin

= 1,7 (respectivement
Nmin = 5) (minimum du cycle) à un σNmax = 12,8 (respectivement
Nmax = 100 (maximum du cycle) (Fig. 3.28).

– La durée de vie des taches est gérée à partir d’une loi empirique de la
forme δt = A/10 (Solanki 2003), où δt est la durée de vie en jours et
A la surface de la tache en micro-hémisphère.

Afin de reproduire au mieux — et de façon simple — une distribution
typique des taches à la surface de l’étoile à un instant donné, il est utile
d’introduire ce que nous appelerons ici des groupes de taches. Ils consistent
en des zones de surdensité de taches, i.e., celles-ci ne sont pas réparties com-
plétement aléatoirement à la surface de l’étoile (moyennant la distribution
en latitude) mais dans le cas solaire elles sont préférentiellement disposées
proches de ces groupes de taches. Une distribution de groupe de taches est
donc aussi générée sous forme gaussienne (σNg = 1, Ng), la valeur moyenne

évoluant de façon sinusöıdale au cours du cycle entre Ngmax = 8 au maxi-

mum du cycle et Ngmin = 1 au minimum. À chaque instant on regarde le
nombre de groupe à avoir et si celui-ci est supérieur au nombre actuel, on
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Fig. 3.26 – Diagramme “papillon” représentant la localisation des taches so-
laires au cours du cycle d’activité. Haut : observations. Bas : simulations
avec un cycle ramené à 1 an (par soucis de légèreté du graphe, mais l’effet
“papillon” serait visible de la même façon sur un cycle de 11 ans).
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Fig. 3.27 – Distribution en taille des taches générées.
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Fig. 3.28 – Distribution en nombre des taches générées (cycle rapporté à 1
an par soucis de légèreté du graphe).

définit comme tache-mère du groupe la tache la plus grosse hors des groupes
présents.

Bien sûr, toutes les taches ne sont pas associées à un groupe et il est
possible de choisir une fraction des taches associées fg (0,8 ici mais la valeur
réelle dans le cas du Soleil reste à déterminer).

Après avoir défini les taches associées à des groupes on tire aléatoirement
avec une distribution gaussienne la longitude de chaque tache (la latitude
est déjà bien contrainte par les caractéristiques de la distribution corres-
pondante), σφ étant fixé à 5 et φ étant la longitude de la tache-mère du
groupe.

Premiers résultats — Comparaison avec les “observations simu-

lées”

Les résultats de la simulation sur un cycle solaire entier (11 ans, 1 spectre
par jour = 4018 spectres) sont présentés sur la Fig. 3.29.

Les figures 3.30 et 3.31 montrent des exemples d’images de la surface
d’une étoile simulée à différents instants du cycle stellaire à partir des para-
mètres décrits précédemment ainsi que l’effet mesuré sur les vitesses radiales
au cours d’une période de rotation de l’étoile.

Les amplitudes mesurées sont supérieures à celle du signal de la Terre sur
le Soleil (9 cm s−1). Sur la période de forte activité (Fig. 3.31) l’amplitude est
environ 5 fois supérieure à celle sur la période de faible activité (Fig. 3.30).
Pour cette vitesse de rotation (v sin i = 1,9 km s−1), il n’est pas possible
de mesurer de déformations des raies spectrales avec l’instrument simulé
(Ri = 3 km s−1) et la précision instrumentale effective.

On peut comparer ces résultats avec les simulations des taches réellement
observées présentées dans l’article Meunier et al., 2009 (soumis) (Sect. 3.4.1
et Fig. 3.32). Sur le cycle solaire étudié dans cet article, la dispersion des
mesures σII est très similaire (σII = 0,34 m s−1 contre σdistrib = 0,32 m s−1),
les maxima aussi (environ ±2 ms−1), mis à part l’apparition très ponctuelle
d’une plus grosse tache (statistiquement très peu probable, ici un cas unique
sur un cycle solaire). La dispersion sur les périodes de faible activité est plus
élevée dans la simulation à partir des distributions de taches, probablement
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Fig. 3.29 – Simulation de taches à la surface du Soleil à partir de données sta-
tistiques des caractéristiques des taches sur un cycle de 11 ans. Vitesses radiales,
graphe BVS-RV, photométrie.
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Fig. 3.30 – Simulation de taches à la surface d’une étoile à partir de données
statistiques des caractéristiques des taches (décrites à la Sect. 3.4.2) sur une période
de rotation de l’étoile, pendant une période de faible activité.
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Fig. 3.31 – Simulation de taches à la surface d’une étoile à partir de données
statistiques des caractéristiques des taches (décrites à la Sect. 3.4.2) sur une période
de rotation de l’étoile, pendant une période de forte activité.

à cause d’une description imparfaite de la distribution en taille des taches. Il
est cependant aisé d’ajuster cette distribution à un cycle solaire particulier et
de la faire varier pour explorer l’ensemble des possibilités des cycles stellaires.

Si l’on s’intéresse maintenant aux périodogrammes des vitesses on re-
marque leur ressemblance (Fig. 3.33). Il existe une zone avec de la puissance
entre ∼5 et 100 jours dont le pic principal est entre 12 et 14 jours. Cela
correspond à la demi-période de rotation de l’étoile, période sur laquelle une
tache passe d’un côté de l’étoile à l’autre (de la zone des cellules à vitesses
radiales négatives à celles à vitesses radiales positives) et donc sur laquelle
le signal en vitesse de la tache décrit une période. Ce pic de puissance est
un peu perdu dans une forêt d’autres pics puisque l’ensemble des taches
apparaissant et disparaissant ne sont jamais en phase. Le signal est donc
modulé par la rotation et n’est pas périodique sur l’ensemble des données
mais uniquement localement pendant un maximum d’une demi-période de
rotation, sauf pour des taches dont la durée de vie est supérieure à une
rotation. Pour cette simulation à partir de données statistiques nous avons
supposé une durée de vie proportionnelle à la taille de la tache. Cependant
la réalité est plus complexe et ceci peut expliquer le manque de puissance et
l’imprécision du pic pour la simulation à partir de distributions statistiques.
C’est un point à explorer pour améliorer ce type de simulation.

3.5 Simulations préliminaires des pulsations

3.5.1 Description

Notre outil de simulation permet assez aisément d’implémenter des pulsa-
tions stellaires. Nous partons pour cela du modèle théorique des harmoniques
sphériques décrit dans la Sect. 3.1.3. Si l’on considère que les pulsations s’ap-
pliquent à l’ensemble du spectre visible provenant de l’étoile il suffit pour
chaque cellule d’ajouter la vitesse radiale due aux pulsations à la vitesse



106 Chapitre 3. Phénomènes stellaires perturbant les mesures

 1000  2000  3000  4000

−2

 0

 2

Time [days]

R
V

 [
m

 s
−

1
]

 1000  2000  3000  4000

−2

 0

 2

Time [days]

R
V

 [
m

 s
−

1
]

Fig. 3.32 – Vitesses radiales extraites de la simulation de taches à la surface du
Soleil à partir de données statistiques (haut) et à partir des taches réellement
observées (bas).
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Fig. 3.33 – Périodogramme des vitesses radiales de la simulation des taches à la
surface du Soleil à partir de données statistiques (haut) et à partir des taches
réellement observées (bas).
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radiale induite par la rotation (en projetant chaque composante Vr, Vθ et
Vφ).

On additionne donc l’effet de la rotation de l’étoile, les pulsations selon
l’axe radial r de l’étoile, les pulsations selon l’axe θ, les pulsations selon l’axe
φ et l’assombrissement centre-bord (Fig. 3.34).

Fig. 3.34 – Différents effets à prendre en compte lors de la simulation des pulsa-
tions. Un seul mode est représenté (l; m) = (12; 6). (a) Rotation de l’étoile. (b)
Pulsation selon l’axe radial Vr. (c) Pulsation selon θ, Vθ. (d) Pulsation selon φ,
Vφ. (e) Assombrissement centre-bord, effet de contraste uniquement. (f) Somme
des effets du point de vue de la vitesse radiale. La partie réelle de chaque compo-
sante est représentée. Les parties les plus sombres viennent vers nous et les plus
claires s’éloignent pour la rotation et pour la somme des effets. Pour les pulsations,
les parties les plus claires ont des vitesses positives et les plus sombres des vitesses
négatives.

3.5.2 Premiers résultats

De ce modèle simple, ne prenant en compte que l’effet en vitesse des pulsa-
tions, il est possible d’explorer l’espace des paramètres en jeu et de distinguer
des comportements particuliers relatifs à ces paramètres. À partir de cette
analyse on peut alors tâcher de comprendre l’effet des pulsations sur les
vitesses radiales et donc de détecter rapidement dans les étoiles observées
celles qui sont susceptibles d’être pulsantes.

Pour cet ensemble de simulations, les valeurs des paramètres par défaut
sont :

i = 90̊ v sin i = 20 km s−1 (l; m) = (1; 1) R⋆ = 1,6 R⊙
M⋆ = 1,5 M⊙ Vp = 1 km s−1 Ppuls = 2 h k = 0,15

Et on en déduit : vrot = 20 km s−1 et Prot = 4,07 jours. La période d’observa-
tion correspond à la période de la pulsation. Pour chaque type de simulation
nous repartons de ces valeurs des paramètres et en faisons varier un seul.

Impact de la vitesse de rotation vrot

La vitesse de rotation va jouer un rôle en élargissant les raies spectrales et
en permettant de mieux voir les déformations de ces raies induites par l’effet
de la pulsation.

La Figure 3.35 montre l’effet de vrot sur les vitesses radiales et sur les
bissecteurs entre 5 et 20 km s−1. Alors que l’amplitude de la courbe de vitesse
radiale ne change pas, l’amplitude du BVS varie de façon importante pour
un vrot de 5 à 10 km s−1 (d’un facteur 3). L’existence d’une corrélation est
donc d’autant plus visible que la vitesse de rotation de l’étoile (de façon
générale le v sin i) est élevée, du moins pour le mode étudié ici. La mesure
d’une anti-corrélation ne devrait néanmoins pas être le plus gros problème
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pour détecter les pulsations puisque les étoiles qui nous intéressent sont des
rotateurs relativement rapides, typiquement v sin i > 10 km s−1.
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Fig. 3.35 – Impact de la vitesse de rotation de l’étoile sur la signature spectrale des
pulsations. De haut en bas vrot = 5, 10, 15 et 20 km s−1. De gauche à droite, les
vitesses radiales calculées, les bissecteurs associés et le graphe BVS-RV.

Changement du mode de pulsation (l; m)

Le mode de pulsation joue aussi un rôle assez complexe. Selon le type de
mode (découpage en méridiens avec l = m, en parallèles avec l = x quel-
conque et m = 0, ou “mixé” avec l 6= m 6= 0), la périodicité du signal mesuré
peut être bien différente de celle de la pulsation (Fig. 3.36) et le mélange
avec la rotation de l’étoile complexifie encore la situation.

Pour une amplitude Vp donnée, l’amplitude du signal de vitesse radiale
dépend fortement du mode de pulsation. D’une part à cause de la dépen-
dance de chaque composante de vitesse au mode de pulsation (notamment
à travers Pm

l ) et d’autre part à cause du découpage variable de l’étoile en
zones selon le mode, ce qui change la contribution de chaque zone et déforme
donc différemment le spectre intégré sur l’étoile.

Le graphe BVS-RV montre alors des caractéristiques différentes selon le
mode, qui peut aller d’une anti-corrélation faible à une anti-corrélation très
forte pour des modes relativement simples. Dans le cas de modes plus élevés,
on peut même arriver à des absences de corrélation et on observe une forte
dispersion du BVS pour une faible variation de vitesse dans le cas où les
raies spectrales “ondulent” de haut en bas avec des points où ils se croisent
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(cf. aussi Hatzes (1996) pour des simulations simples de quelques modes de
pulsation).
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Fig. 3.36 – Impact du mode de pulsation sur les bissecteurs et les vitesses radiales.
De haut en bas : (l; m) = (1; 1), (2; 1), (3; 3), (5; 3). De gauche à droite, les vitesses
radiales calculées, les bissecteurs associés et le graphe BVS-RV.

Période de pulsation Ppuls et période de rotation Prot

Selon les rapports entre la période de pulsation, la période de rotation de
l’étoile et la période d’observation, le signal vitesses radiales observé peut
être très différent. Les figures 3.37 et 3.38 montrent un échantillon des si-
tuations possibles dans divers cas :

– On observe la pulsation sur une durée égale à sa période, pour une
période de rotation de l’étoile fixe et nettement supérieure à celle de
la pulsation.

– On observe des pulsations de différentes périodes sur une durée cor-
respondant à la période de rotation de l’étoile.

Dans le premier cas (Fig. 3.37), l’effet du changement de la période de
pulsation est visible principalement sur la courbe des vitesses radiales. Pour
le mode considéré (1; 1), lorsque la période de la pulsation est faible devant la
période de rotation de l’étoile, on observe un signal de même période que la
pulsation. Plus cette période se rapproche de la période de rotation, plus la
période du signal en vitesse augmente pour être nettement plus grande que
la période de pulsation. Lorsque Ppuls s’approche de la période de rotation
de l’étoile, on distingue de moins en moins de signal dû à la pulsation. Pour
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Fig. 3.37 – Observation sur une durée égale à la période de pulsation pour diffé-
rentes périodes de pulsation (2h, 12h, 1j, 2j, 4j), avec une période de rotation de
l’étoile Prot = 4,07 jours. De gauche à droite, les vitesses radiales calculées, les
bissecteurs associés et le graphe BVS-RV.
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des modes différents, le comportement est probablement différent et sera à
étudier.
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Fig. 3.38 – Observation sur une période de rotation pour différentes périodes de
pulsation (6h, 12h, 1j, 2j). De gauche à droite, les vitesses radiales calculées, les
bissecteurs associés et le graphe BVS-RV.

Si l’on observe maintenant des pulsations de périodes différentes sur
une même durée — correspondant à la période de rotation de l’étoile —
(Fig. 3.38) on constate que la période du signal de vitesse observé n’est pas
celle de la pulsation injectée. Pour une période de pulsation de 2 jours, la
période de la courbe de vitesse est de 4 jours et pour des périodes de 1
jour, 12 heures et 6 heures elle est respectivement de 4/3 jours, 4/7 jour et
4/15 jour. C’est-à-dire qu’il manque à chaque fois une période par rapport
à ce à quoi l’on s’attendrait. La rotation de l’étoile introduit donc un déca-
lage de la période de la pulsation en nous la faisant percevoir comme plus
grande. Ceci montre l’impact de la combinaison pulsation/rotation sur les
vitesses radiales mesurées. Concernant l’amplitude du signal, elle est bien
sûr constante quelle que soit la période de la pulsation et le BVS est toujours
anti-corrélé avec les vitesses de la même façon.

Autres paramètres à étudier

Les quelques paramètres étudiés précédemment ne sont qu’une fraction
de l’espace des paramètres intervenant dans les pulsations possibles. Bien
d’autres seront à étudier par la suite, comme l’amplitude du mode de pulsa-
tion Vp, même si on peut s’attendre à ce que l’impact soit linéaire, d’autres
modes de pulsation ou des modes multiples, une vitesse de rotation de l’étoile
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plus élevée, l’inclinaison de l’étoile sur son axe et le lien entre v sin i et pé-
riode de rotation dans ce cas, le coefficient k qui va jouer sur l’amplitude
des pulsations en fonction de leur période et qui était ici pris constant pour
garder un facteur d’amplitude constant sur chaque composante en vitesse
durant les différentes simulations.

3.6 Conséquences pour la recherche de compagnons

Lors de l’observation des étoiles de nos échantillons, il est nécessaire d’iden-
tifier rapidement (après quelques spectres) l’origine des variations de vitesse
radiale afin de ne pas perdre de temps de télescope à suivre un phénomène
qui n’a pas pour origine un compagnon sub-stellaire. Comme nous l’avons
vu précédemment, pour les étoiles A–F entre autres, ce sont principalement
l’activité et les pulsations qui vont nous gêner. Nous allons voir sur des
exemples réels comment nous détectons de tels phénomènes et comment il
est parfois possible de s’en affranchir pour être tout de même en mesure de
détecter des compagnons autour de ces étoiles dites “perturbées”.

3.6.1 Signes d’activité, bissecteurs, Ca iiH&K, Hα

Comme nous l’avons vu au début de ce chapitre, l’activité stellaire se mani-
feste sous la forme de taches et de plages qui provoquent des variations du
profil de vitesse de l’étoile au cours de sa période de rotation, ceci induisant
alors des variations des vitesses radiales. Les simulations de taches présen-
tées précédemment montrent à quoi s’attendre pour l’observation d’étoiles
actives, notamment en ce qui concerne la relation entre les variations de
vitesses radiales et les déformations des bissecteurs (mesurées par le BVS).
Lors de l’observation d’une étoile, la mesure du BVS en fonction du temps
et son tracé en fonction de la vitesse radiale peuvent donc nous donner une
indication très précise sur l’origine des vitesses (voir l’exemple Fig. 3.39).

Il y a cependant d’autres indicateurs qui sont utilisables afin d’identifier
cette origine, ceux-ci étant parfois plus sensibles (notamment aux faibles
v sin i) que le BVS.

La mesure de la ré-émission chromosphérique dans le doublet du calcium
Ca iiH&K (liée à la présence de plages), donnée par l’indice S ou le log R′

HK,
estime le niveau d’activité de l’étoile (Fig. 3.40, log R′

HK ≥ −4,5 pour les
étoiles très actives et log R′

HK ≤ −4,9 pour les étoiles considérées inactives).
Ce niveau est en général variable au cours du temps sur des amplitudes assez
grandes (Lockwood et al. 2007, Hall et al. 2009) et on ne peut pas classifier les
étoiles avec une seule mesure. Cette mesure ne nécessite pas d’observations
supplémentaires puisqu’elle s’effectue en général sur les mêmes spectres que
ceux utilisés pour la mesure de la vitesse radiale. Plusieurs utilisations sont
faites de cet indice log R′

HK.
Par ailleurs, comme nous le verrons dans la Sect. 3.7, cet indice est corrélé

avec la période de rotation de l’étoile et il peut donc donner une estimation
de celle-ci à partir de lois empiriques (Noyes et al. 1984). Cependant, ce
n’est qu’une estimation et l’imprécision peut être assez grande du fait de la
dispersion des mesures autour de la loi ajustée et de la variabilité de cette
indice pour une même étoile au cours de son cycle d’activité.
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Fig. 3.39 – Exemple d’une étoile active identifiée à partir des déformations du
bissecteur, corrélées avec la vitesse radiale.
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Fig. 3.40 – Ré-émission chromosphérique dans les raies du doublet du calcium
Ca iiH&K, indice d’activité de l’étoile à un instant donné. Gauche : HD60532
inactive au dessus de 4m s−1. Droite : HD138763, étoile active avec une amplitude
en vitesses radiales pic-à-pic de 200m s−1.
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Une troisième utilisation de cet indice est la mesure au cours du temps de
ses variations — afin de mesurer directement la période de rotation de l’étoile
—, et éventuellement la corrélation de ces variations avec les variations de
vitesse radiale (Bonfils et al. (2007), Boisse et al. (2009), Figs. 3.41 et 3.42).
Néanmoins, la question est de savoir jusqu’à quelle précision cette mesure
peut se faire et à quelle amplitude de vitesse cela correspond. Bien sûr la
précision va dépendre en particulier du rapport signal sur bruit des spectres.

Il est aussi possible de s’intéresser à d’autres raies sensibles à l’activité
stellaire (taches ou plages) comme par exemple Hα à 6562.8 Å ou He i à
5875.6 Å. Une telle étude a été menée sur l’étoile HD189733 qui abrite une
planète à transit à courte période (Bouchy et al. 2005) et qui montre des
variations dues à de l’activité (Boisse et al. 2009, et Fig. 3.41). Avec une
étude de ce type il est possible d’écarter un signal en vitesse qui pourrait
être confondu avec un signal planétaire mais qui est en fait d’origine stellaire.
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Fig. 3.41 – Mesure d’indices d’activité dans différentes raies pour HD189733
(Boisse et al. 2009).

3.6.2 Rechercher des planètes autour des étoiles actives

Plusieurs stratégies d’observation s’offrent à nous pour détecter d’éventuels
compagnons autour d’étoiles classées actives. Le choix de la stratégie va
être dicté principalement par les amplitudes respectives des vitesses radiales
du signal d’activité et du signal planétaire que l’on veut atteindre, et par
leurs périodes respectives comme nous le verrons dans la Sect. 3.7. Les cas
principaux sont :

– amplitude d’activité stellaire faible et recherche de compagnons à
grandes amplitudes. Les mesures sont faites sans tenir compte de l’ac-
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Fig. 3.42 – Signes d’activité sur la déformation des bissecteurs et sur l’indice Hα
pour une étoile de notre échantillon HARPS (HD138763).

tivité, on cherche plutôt à couvrir la période du compagnon. Exemple :
HD189733 (compagnon à 2 jours, activité à 12 jours) Fig. 3.43.

Fig. 3.43 – Vitesses radiales de l’étoile faiblement active HD189733 (Boisse
et al. 2009), rephasées à la période de la planète (2,21 jours).

– amplitude d’activité stellaire relativement grande (typiquement
K = 10–50 m s−1) et recherche de compagnons induisant un signal
d’amplitude légèrement supérieure (d’un facteur ∼2). Si la période
des compagnons recherchés est supérieure à la période de rotation
(période du signal stellaire), sur une durée de l’ordre de la période de
rotation de l’étoile on effectue une série d’observations (typiquement
4–5) pour mesurer l’excursion en vitesse due à l’activité. Ensuite, on
effectue régulièrement de nouvelles séries et on regarde s’il existe des
décalages en vitesse entre les séries de mesures qui pourraient être
induits par un compagnon. Exemple : Sect. 4.2.4. Si la période des
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compagnons recherchés est de l’ordre de la période de rotation ou
inférieure, il va falloir un nombre de mesures nettement plus grand
et un suivi régulier sur plusieurs périodes présumées du compagnon
et consécutives afin de tenter d’ajuster simultanément le signal stel-
laire (en espérant qu’il soit dû à une tache uniquement) et le signal
planétaire avec un modèle adapté.

– amplitude d’activité stellaire très grande (typiquement K > 100 m s−1)
et recherche de compagnons induisant un signal dont l’amplitude est
du même ordre de grandeur ou légèrement inférieure, à des périodes
quelconques. Sur au moins une période de rotation de l’étoile, il faut
faire des mesures de vitesses radiales couvrant bien toutes les phases de
la rotation afin de bien caractériser l’effet stellaire. Il est aussi impor-
tant de connâıtre le plus précisément possible la période de rotation de
l’étoile si l’on veut soustraire au mieux le signal stellaire et espérer dé-
tecter un signal planétaire dans les résidus dans le cas d’un compagnon
à courte période. Pour les compagnons à longue période, il faut mesu-
rer le décalage en vitesse entre les séries de mesures (il faut donc des
séries bien réparties sur la supposée orbite du compagnon et en nombre
suffisamment important pour caractériser le système). Cette stratégie
va s’appliquer en particulier aux étoiles jeunes qui sont en général for-
tement actives (cf. Chap. 5). La simulation présentée sur la Fig. 3.44
montre l’effet combiné d’une tache ( fr = 10%, θ = 10̊ , Tsp = 4600 K)
et d’un compagnon (P = 6 jours, K = 100 ms−1) autour d’une étoile
de type solaire (Teff = 5800 K, i = 30̊ , donc Prot = 2,5 jours). Sur les
vitesses radiales, on observe principalement l’effet de la tache (grande
amplitude, corrélation BVS-RV). La connaissance de la période de
rotation de l’étoile nous permet d’ajuster un modèle de variations si-
nusöıdales des vitesses dues à la tache et d’ensuite pouvoir s’intéresser
aux résidus afin d’en extraire le signal du compagnon, lequel peut-être
d’amplitude nettement inférieure (d’un facteur 4).

3.6.3 Signes de pulsation

La théorie des pulsations a été brièvement présentée au début de ce chapitre.
Comme nous l’avons vu elles induisent des déformations des raies stellaires
qui se traduitent par des déformations des bissecteurs. Il est donc possible
de s’intéresser aux bissecteurs pour identifier l’origine des variations de vi-
tesse, notamment à des périodes supérieures au jour (Fig. 3.45). Le problème
majeur est alors d’avoir la sensibilité suffisante pour détecter ces variations
de forme. Les étoiles qui vont poser le plus de problèmes du point de vue des
pulsations sont les étoiles de la séquence principale qui croisent la bande d’in-
stabilité et dont les types spectraux s’étendent approximativement de A3V à
F5V. Ces étoiles sont plutôt chaudes et à rotation rapide, leurs spectres sont
relativement pauvres en raies stellaires et il est alors difficile de construire le
bissecteur des raies, et plus encore d’avoir une bonne précision sur celui-ci.
On se trouve donc dans ce cas dans l’impossibilité d’utiliser les bissecteurs
comme un indicateur de l’origine des vitesses.

Sur les données que nous acquiérons, l’effet de ces pulsations est prin-
cipalement visible comme des variations des vitesses radiales puisque dans
bien de cas il n’est pas possible de calculer les bissecteurs avec suffisam-
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Fig. 3.44 – Simulation des vitesses radiales d’une étoile de type solaire très active
(1 grosse taches presque polaire, fr = 10%, θ = 10̊ , i = 30̊ ), représentative d’une
étoile jeune, autour de laquelle orbite une planète de la masse de Jupiter à courte
période (P = 6 jours, K = 100 ms−1). Connaissant avec précision la période de
rotation de l’étoile (à partir de la photométrie par exemple, ici Prot = 2,5 jours),
on peut tenter de soustraire le signal de la tache et d’ajuster une orbite képlérienne
sur les résidus.
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Fig. 3.45 – Exemple d’une étoile pulsante (A7V, v sin i = 60 km s−1) dont la dé-
formation des bissecteurs est visible à partir des observations HARPS. Les vitesses
sont aussi très rapidement variables (période inférieure à 1 h).
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ment de précision pour mesurer des déformations. Ces variations de vitesse
peuvent avoir des amplitudes très grandes (plusieurs km s−1) et des périodes
allant de quelques dizaines de minutes à quelques jours. Des variations très
rapides des vitesses (< 1 jour7), sur de grandes amplitudes vont donc in-
diquer que nous avons affaire à des pulsations (Fig. 3.46), à moins de voir
sur les spectres des variations qui pourraient être attribuées à un système
binaire serré.
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Fig. 3.46 – Exemple d’une étoile pulsante (A7V, v sin i = 15 km s−1) identifiée à
partir des variations de vitesse radiale sur une nuit (observée avec HARPS). Sur
un très court intervalle de temps (quelques heures) on observe de fortes variations
de vitesse provoquées par les pulsations de l’étoile. Vitesses radiales sur la nuit
(gauche), agrandissement sur 2 heures (centre) et graphe BVS-RV (centre). Les
pulsations non-radiales sont à haute fréquence pour cette étoile de type alpha2 CVn.

3.6.4 Rechercher des planètes autour des étoiles pulsantes

La stratégie pour détecter des compagnons autour des étoiles pulsantes est
identique à celle proposée pour les étoiles actives. Il faut tout d’abord dé-
tecter si l’étoile est pulsante, sur quelle amplitude et s’il y a des signes d’un
compagnon. Ensuite, on peut choisir la stratégie à adopter selon l’ampli-
tude et la période du signal stellaire. De façon standard, pour les étoiles de
notre échantillon, nous les observons plusieurs fois (3) dans une nuit afin de
mesurer une amplitude minimale des pulsations au cours de la nuit, puis jus-
qu’à 2–3 nuits de manière à couvrir toutes les périodes des étoiles pulsantes.
Nous cherchons ensuite des variations d’origine planétaire d’une amplitude
supérieure (exemple Fig. 2.9) en observant l’étoile plusieurs fois par période
de pulsation pour caractériser le compagnon le cas échéant. En pratique
ceci fonctionne bien lorsque les fréquences des pulsations sont relativement
élevées (cf. ci-après).

Pour certains cas particuliers où l’on veut rechercher des compagnons
induisant un signal en vitesse radiale de faible amplitude par rapport à
l’amplitude du signal stellaire, nous observons l’étoile en continu (un suc-
cession de spectres, à un temps de pose ou rapport signal sur bruit donné)
pendant plusieurs heures (typiquement 1–2 h si la période des pulsations est
inférieure à l’heure), et ceci à plusieurs reprises lors de nuits différentes. À
partir de ces observations il est possible de détecter d’éventuels décalages
en vitesse entre les nuits. Ceci peut aussi permettre de mesurer les défor-
mations des bissecteurs, malgré le faible nombre de raies prises en compte,
en effectuant une moyenne des bissecteurs par tranche de vitesse radiale
(Fig. 3.47).

7Jusqu’à présent, seule CoRoT-7 b (Léger et al. 2009) a une période inférieure au jour
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Fig. 3.47 – Exemple d’une étoile pulsante (A5V, v sin i = 130 km s−1) dont la dé-
formation des bissecteurs est visible après une moyenne des bissecteurs des spectres
ayant une vitesse radiale similaire.
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La recherche de compagnons autour des étoiles pulsantes est donc plus
complexe (identification de l’origine des variations) et plus coûteuse en temps
de télescope (pour atteindre des faibles masses détectables) que pour des
étoiles actives avec peu de taches. Cependant, afin de détecter des planètes
de moins en moins massives (en vue de détecter des planètes similaires à
notre Terre), ce type de stratégie va probablement devoir s’appliquer aussi
aux étoiles de type solaire, lesquelles possèdent aussi des modes de pulsations
à haute fréquence. Des inhomogénéités de surface ou d’autres phénomènes
stellaires induisent aussi un bruit stellaire qui va devenir non négligeable à
mesure que la précision des instruments est améliorée et que l’on cherche
des compagnons très peu massifs.

3.7 Impact de l’activité stellaire sur la recherche

des planètes de petites masses

Dans ce chapitre, j’ai d’abord présenté différents phénomènes stellaires pou-
vant avoir des effets non négligeables sur la mesure des variations vitesse ra-
diale des étoiles. À l’aide de simulations numériques, j’ai tenté de reproduire
ces phénomènes afin d’avoir une estimation quantitative de leur impact.

On constate que l’activité stellaire, et en particulier les taches, peut avoir
un effet important sur la vitesse radiale mesurée et ceci peut être gênant à
deux titres. D’une part, elles peuvent introduire un bruit stellaire relati-
vement important qui peut brouiller le signal (relativement faible) induit
par d’éventuelles planètes de faibles masses à courtes périodes ou plus mas-
sives à plus longues périodes. D’autre part, elles peuvent imiter le signal
qu’induirait une ou plusieurs planètes sur la vitesse radiale de l’étoile.

Dans cette section, je vais présenter une sélection de candidates planètes
détectées et dont le signal est dans le domaine (amplitude ; période) le plus
critique, i.e., celui des faibles amplitudes à courtes périodes. Pour deux cas,
je regarderai s’il serait possible de reproduire le signal observé en supposant
que l’étoile est tachée, et quelles seraient alors les caractéristiques des taches
équivalentes. J’utiliserai ensuite cette analyse pour discuter les critères utili-
sés pour déclarer qu’une planète est bien à l’origine du signal. Nous verrons
que les solutions trouvées ne sont pas compatibles avec l’estimation du ni-
veau d’activité des étoiles. Ces résultats ont fait l’objet d’une présentation
orale au workshop international Extra Solar Super-Earths à Nantes en juin
2008.

3.7.1 Sélection des planètes

Échantillon des planètes découvertes

Outre les articles présentant la détection ou la confirmation des exoplanètes
par diverses méthodes, des catalogues existent, accessibles sur le web8. Le
plus complet est certainement celui initié et maintenu par Jean Schneider

(P = 0,85 jour) et il est peu probable de trouver des planètes avec des périodes encore
plus courtes.

8http://media4.obspm.fr/exoplanets/base/, http://www.planetary.org/

exoplanets/list.php, http://exoplanets.org et http://exoplanet.eu.

http://media4.obspm.fr/exoplanets/base/
http://www.planetary.org/exoplanets/list.php
http://www.planetary.org/exoplanets/list.php
http://exoplanets.org
http://exoplanet.eu
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(http://exoplanet.eu). Il contient actuellement9 353 planètes dont 327
détectées ou confirmées par vitesse radiale ou astrométrie (Fig. 3.48).
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Fig. 3.48 – Échantillon des exoplanètes découvertes jusqu’à fin juin 2009. Gauche
: Masse de la planète10 en fonction de la masse de l’étoile hôte. Droite : Masse
de la planète en fonction de la période orbitale. Le symbole H représente la Terre.
Source : http: // exoplanet. eu , Jean Schneider, 2009.

Critères de sélection de planètes pouvant être mimées par une

tache

Malheureusement, ce catalogue ne contient pas pour l’instant l’information
concernant l’amplitude du signal en vitesse radiale mesuré. Cependant il est
possible calculer la valeur de la semi-amplitude K (en m s−1) du signal en
vitesse radiale à partir de l’équation

K =
m sin i

(M⋆ + m sin i)2/3

(2πG)1/3

P1/3
√

1 − e2
,

moyennant la connaissance de la masse projetée m sin i (en kg), de la masse
de l’étoile hôte M⋆ (en kg), de la période orbitale P (en seconde) et de
l’excentricité de l’orbite e.

Pour cette étude je m’intéresse principalement aux planètes à relative-
ment courtes périodes (< 50 jours, au dessus il est peu probable d’avoir un
signal stellaire de forte amplitude11) et dont le signal en vitesse est relati-
vement faible (K < 10 ms−1, au dessus il devient possible de détecter des
variations de photométrie dues à une tache assez facilement), qui sont les
cas les plus favorables pour la confusion entre planète et effet stellaire.

Comme nous l’avons vu au dans ce chapitre, une tache peut se confondre
aisément avec une planète lorsque la résolution instrumentale du spectro-
graphe est insuffisante, i.e., typiquement inférieure au v sin i de l’étoile. Pour
ces étoiles pré-sélectionnées il faut donc rechercher leur v sin i (indiqué dans
les articles de détection) puis faire une seconde sélection (Fig. 3.49).

On constate que toutes les étoiles sélectionnées ont un v sin i inférieur
à 3 km s−1 et ont été observées avec des spectrographes dont la résolution
spectrale est moins bonne que cette valeur. Ceci est cohérent avec le fait

9Juin 2009.
11Quoique... cf. θ Cygni section 4.3.7.

http://exoplanet.eu
http://exoplanet.eu
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Fig. 3.49 – Échantillon des exoplanètes répertoriées pour lesquelles on connait
la masse projetée m sin i, la masse de l’étoile hôte M⋆, la période orbitale P et
l’excentricité de l’orbite e. Gauche : semi-amplitude de la courbe de vitesse radiale
en fonction de la période orbitale. Les droites en tirets représentent des limites à 50
jours et 10m s−1. La partie inférieure gauche correspond aux planètes potentielles
pour lesquelles les critères d’activité sont à contrôler attentivement. Le symbole H
représente la Terre. Droite : semi-amplitude des variations de vitesse radiale en
fonction de la période orbitale pour les planètes sélectionnées, la taille du symbole
représente la vitesse de rotation projetée de l’étoile hôte (v sin i en km s−1).

que les étoiles de type solaire sont des rotateurs lents. Or, dans ce cas,
l’utilisation du seul critère de corrélation entre BVS et RV ne permet pas de
confirmer l’hypothèse planète puisque l’on ne s’attend pas à pouvoir mesurer
de corrélation vue la précision sur le calcul des bissecteurs.

Planètes retenues

J’ai donc retenu (Tab. 3.1) les planètes à courtes périodes (< 50 jours) dont
l’amplitude des vitesses radiales est faible (K < 10 ms−1) en orbite autour
d’étoiles à faible v sin i (par rapport à la résolution instrumentale) qui est un
critère important puisque c’est celui qui va nous dire si l’on doit s’attendre à
observer des déformations des raies spectrales dans le cas de taches stellaires.

Parmi ces planètes, certaines sont dans des systèmes planétaires mul-
tiples (Gl 876 d, 55Cnc c et e, HD69830 b et c, HD160691 c et HD190360 c).
Notamment, GJ 674 est connue pour être active et montre, en plus du signal
de ses planètes, un signal additionnel à la période de rotation de l’étoile qui
est expliqué par la présence d’une tache (Bonfils et al. 2007).

3.7.2 Comparaison entre signal planétaire et tache simulée

Afin de rechercher une configuration avec une tache à la surface de l’étoile
pouvant reproduire les vitesses radiales mesurées pour les étoiles à planètes
sélectionnées nous avons besoin d’un certain nombre d’informations.

Si l’on suppose que les variations de vitesse radiale sont dues à une
tache unique plutôt qu’à une planète, la période orbitale Porb est considérée
comme étant égale à la période de rotation de l’étoile. Avec le v sin i et le
rayon estimé R⋆ de l’étoile nous allons pouvoir déterminer l’inclinaison i de



3
.7.

Im
p
act

d
e

l’a
ctiv

ité
stellaire

su
r

la
rech

erch
e

d
es

p
lan
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Étoile Masse m sin i (M⊕) Période Porb (jour) e K (m s−1) v sin i (km s−1)

Gl 876 d 5.72 1.94 0 6.3 <2.0
55 Cnc e 10.81 2.82 0.07 4.8 2.46
55 Cnc c 53.74 44.34 0.086 9.5 2.46
Gl 581 e 1.94 3.15 0 1.8 <2.1
Gl 581 c 5.36 12.93 0.17 3.2 <2.1
GJ 674 b 11.77 4.69 0.2 9.2 <1.0
HD4308 b 14.95 15.56 0 4.1 1.2
HD7924 b 9.22 5.40 0.17 3.8 1.35
HD11964 b 34.98 37.82 0.15 6.2 2.74
HD16417 b 21.94 17.24 0.2 4.9 2.0
HD47186 b 22.79 4.08 0.038 9.2 2.2
HD69830 b 10.49 8.67 0.1 3.6 1.1
HD69830 c 12.08 31.56 0.13 2.7 1.1
HD160691 c 10.56 9.64 0.172 3.0 2.4
HD181433 b 7.57 9.37 0.396 2.9 1.5
HD190360 c 18.13 17.1 0.01 4.4 0.91
HD219828 b 20.99 3.83 0 7.0 2.9
HD285968 b 8.43 8.78 0 4.2 <0.8

Tab. 3.1 – Paramètres orbitaux des planètes sélectionnées (Porb < 50 jours et K < 10 ms−1).
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l’étoile nécessaire pour reproduire le signal à partir d’une seule tache, donnée
par

i = arcsin

(
√

Porbv sin i

2πR⋆

)

. (3.4)

Il est important de noter que bien souvent la détermination du v sin i est
très imprécise pour ces faibles vitesses de rotation. L’amplitude du signal va
contraindre l’ensemble [taille de la tache, contraste]. La position de la tache
joue à la fois sur la forme de la courbe de vitesse et sur l’amplitude pour une
taille de tache donnée. De façon standard je prendrai une température de
tache 1200 K en dessous de la température effective de l’étoile (Berdyugina
2005). Une tache moins contrastée devrait être plus grosse pour produire
la même amplitude de vitesse radiale (mais l’effet en photométrie serait
similaire).

Je vais maintenant montrer deux exemples de simulations pouvant re-
produire les vitesses radiales d’étoiles abritant une seule planète. Ceci dans
le but non pas de conclure que les signaux observés sont dus à une tache,
mais de montrer que des taches peuvent donner des signaux très similaires
à ceux d’une planète.

Premier exemple : HD4308

La planète autour d’HD4308 a été découverte par Udry et al. (2006) avec
HARPS (Fig. 3.50) et récemment confirmée par O’Toole et al. (2009) avec
des observations s’étalant sur plus de 1500 jours et un signal de seulement
4.1 m s−1 de semi-amplitude. Sa période serait de 15,6 jours pour une masse
minimale de 15 M⊕ et une excentricité de 0 (mesurée à 0,27±0,12 récem-
ment).

Les caractéristiques de l’étoile utiles pour cette étude sont les sui-
vantes : type spectral G5V, température effective Teff = 5685 K, masse
M⋆ =0,83 M⊙, v sin i = 1,2 km s−1, indice d’activité log R′

HK = −4,93,
période de rotation à partir de la loi empirique de Noyes et al. (1984)
Prot(HK) = 24 jours. En supposant i = 90̊ , on aurait vrot = 1,2 km s−1

et donc Prot = 38 jours.
À partir du type spectral de l’étoile et de sa masse on peut estimer

approximativement son rayon à 0,9R⊙. Ainsi, pour que la période orbitale
corresponde à la période de rotation de l’étoile, l’inclinaison i de l’étoile doit
être de 24̊ . Ceci correspondrait à une vitesse de rotation à l’équateur de
2,9 km s−1, ce qui est tout à fait classique pour une étoile de cet âge et de
ce type.

Résultats de la simulation

J’ai donc généré un ensemble de 20 spectres au cours d’une période de
rotation de l’étoile grâce au code que j’ai présenté au début de ce chapitre.
Les paramètres utilisés sont les suivants :

Teff Tsp vrot i R θ φ α Ssyn N

5685 K 4485 K 2,9 km s−1 24̊ 0,9 R⊙ 20̊ 270̊ 13,2̊ G2V 20924
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Fig. 3.50 – Vitesses radiales mesurées pour HD4308 avec HARPS, rephasées
(haut) et avec les résidus en fonction du temps (bas). La planète détectée a une
masse minimale de 15M⊕ et une orbite circulaire (voire excentrique selon O’Toole)
de 15,6 jours. Source : Udry et al. (2006).

La tache nécessaire pour reproduire les variations de vitesse radiale re-
présenterait 0,65% de l’hémisphère visible ou au maximum 1,3% de la surface
projetée visible. Le type spectral du spectre utilisé (G2V) diffère un peu du
type spectral de l’étoile (G5V) mais ceci joue très peu sur le résultat (cf.
Desort et al. 2007). Les spectres générés sont rééchantillonnés à la résolution
de HARPS .

Une image de la configuration simulée, les vitesses radiales des spectres
générés et la photométrie résultantes sont présentées sur la Fig. 3.51.

L’amplitude des vitesses est identique à celle observée, la taille de la
tache ayant été ajustée à cette fin. Avec un tel v sin i, il n’y a bien évidem-
ment pas de corrélation entre BVS et vitesse radiale. Le passage de la tache
provoque aussi une variation de la photométrie de l’étoile d’une amplitude
de 4,4 mmag, ce qui est assez faible et difficilement détectable du sol, mais
un satellite tel que CoRoT en est capable.

On voit que malgré les nombreuses imprécisions, notamment sur le v sin i
et le rayon de l’étoile, il est assez aisé de trouver une configuration avec une
tache permettant de reproduire les vitesses radiales observées. Il est donc
très important d’être capable de faire la distinction entre un signal d’origine
planétaire et un signal d’origine stellaire qui peuvent être très similaires
(Sect. 3.7.3). Ici la taille de la tache est importante et on s’attend à un
indice d’activité log R′

HK plus fort avec une telle tache.

Second exemple : HD219828

La planète autour d’HD219828 a été découverte par Melo et al. (2007) avec
HARPS . L’étoile, de type G0IV, présente un niveau d’activité relativement
faible avec un log R′

HK de −5,04. La vitesse radiale de l’étoile montre une
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Fig. 3.51 – Simulation d’une tache de 0.65% à la surface d’HD4308 qui permettrait
de reproduire les vitesses radiales observées. Gauche : image de l’étoile simulée
(haut) et photométrie (bas). Droite : vitesses radiales (haut) et graphe BVS-RV
(bas).

variation à longue période en plus du signal à 3,8 jours de la planète de
20 M⊕ (K = 7 ms−1) en orbite circulaire. Melo et al. (2007) indiquent une
période entre 180 et 800 jours pour une planète d’une masse de l’ordre de
celle de Jupiter, mais jusqu’à présent, aucune confirmation de cette planète
à longue période n’a été publiée.

Les caractéristiques utiles de l’étoile pour cette étude sont les sui-
vantes : type spectral G0IV, température effective Teff = 5891 K, masse
M⋆ =1,24 M⊙, v sin i =2,9 km s−1, indice d’activité log R′

HK = −5,04, pé-
riode de rotation Prot(HK) = 26 jours.

Le rayon de l’étoile a été déterminé à partir de la relation entre la lumino-
sité, la température et le rayon, il est estimé à 1,76 R⊙ (étoile sous-géante).
Ainsi, pour que la période orbitale corresponde à la période de rotation de
l’étoile, l’inclinaison i de l’étoile doit être de 7̊ et la vitesse de rotation à
l’équateur correspondante vaudrait 23,4 km s−1, ce qui est clairement élevé
pour une étoile de cet âge et de ce type.

Résultats de la simulation

Une simulation similaire à celle effectuée dans le cas d’HD4308 a été
effectuée pour HD219828 avec les paramètres suivants :

Teff Tsp vrot i R θ φ α Ssyn N

5891 K 4691 K 23,4 km s−1 7̊ 1,76 R⊙ 30̊ 270̊ 9,1̊ G2V 20924

Dans ce cas la tache nécessaire pour provoquer les variations de vitesse
radiale observées représenterait 0,31% de l’hémisphère visible ou au maxi-
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Fig. 3.52 – Vitesses radiales mesurées pour HD219828 avec HARPS. Gauche
: ajustement d’une dérive quadratique en plus de la planète à 3,8 jours. Droite
: ajustement de la planète à 3,8 jours après soustraction de la dérive, en phase
(haut) et en fonction du temps (bas). Source : Melo et al. (2007).

mum 0,58% de la surface projetée visible, ce qui est élevé pour le log R′
HK

de cette étoile (cf. cas du Soleil). Le type spectral du spectre utilisé dif-
fère aussi du type spectral de l’étoile mais la conclusion de la simulation ne
s’en trouverait pas changée. Les spectres générés sont rééchantillonnés à la
résolution de HARPS .

Une image de la configuration simulée, les vitesses radiales des spectres
générés et la photométrie résultantes sont présentées sur la Fig. 3.53.
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Fig. 3.53 – Simulation d’une tache de 0.31% à la surface d’HD219828 qui per-
mettrait de reproduire les vitesses radiales observées. Gauche : image de l’étoile
simulée vue presque par le pôle (haut) et photométrie (bas). Droite : vitesses
radiales (haut) et graphe BVS-RV (bas).

Le v sin i étant toujours faible, la très faible corrélation entre BVS et
vitesse radiale n’est certainement pas détectable avec la précision actuelle.
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Le passage de la tache provoque aussi une variation de la photométrie de
l’étoile d’une amplitude inférieure à 1 mmag.

Une fois encore, il est assez aisé de trouver une configuration de tache
pouvant produire un signal similaire à celui provoqué par la présence d’une
planète. Je vais donc discuter dans la section suivante les différents critères
utilisés pour déclarer que le signal observé est bien dû à un compagnon
planétaire.

3.7.3 Discussion des critères de discrimination planète/tache

Pour ces étoiles, dont j’ai reproduit les variations de vitesses radiales à partir
d’un modèle de tache, il est maintenant nécessaire de s’intéresser aux critères
utilisés pour confirmer ou infirmer l’origine planétaire du signal.

Déformation des bissecteurs, graphe BVS-RV

Comme nous l’avons vu, le v sin i d’HD219828, bien qu’il soit l’un des plus
grands de l’échantillon (Sect. 3.7.1), vaut seulement 2,9 km s−1. Avec un
instrument tel que HARPS la résolution n’est pas suffisante pour observer
les déformations des raies spectrales, dues à une tache, avec une amplitude
suffisante, comme le montre la simulation précédente. D’ailleurs, en prêtant
attention aux graphes BVS-RV provenant des observations (Fig. 3.54), on
constate que les mesures sont fortement dispersées.

Pour HD4308, le v sin i est encore plus faible, seulement 1,2 km s−1. Il
ne faut donc pas espérer pouvoir utiliser le critère du graphe BVS-RV pour
être sûr d’avoir affaire à une planète. Étant donnée la précision des mesures,
même une petite corrélation ne serait pas facilement distinguable (Fig. 3.54).
On voit néanmoins que l’augmentation de la précision des mesures des ins-
truments futurs permettra d’utiliser ces critères.

Fig. 3.54 – Graphe du BVS en fonction de la vitesse radiale. Gauche : pour
HD4308 Udry et al. (2006). Droite : pour HD219828 Melo et al. (2007). On n’ob-
serve pas de corrélation comme on peut s’y attendre pour des étoiles avec un tels
v sin i, observées avec HARPS et présentant des taches à leur surface. Les mesures
sont aussi très dispersées.
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Photométrie

HD4308 et HD219828 sont classées constantes en photométrie dans le ca-
talogue Hipparcos (Perryman et ESA 1997) avec une dispersion de 8 et
13 mmag respectivement. Or la configuration avec une tache permettant de
reproduire les vitesses radiales observées induit un écart de photométrie de
seulement 4,4 et 1 mmag respectivement (Figs. 3.51 et 3.53). La photomé-
trie d’Hipparcos ne permet donc pas d’exclure la présence d’une telle tache.
Un suivi photométrique de grande précision en parallèle aux observations
spectroscopiques serait très précieux. Bien sûr la précision des mesures pho-
tométriques au sol est limitée et des satellites tels que CoRoT ont un rôle
important à jouer.

Indice d’activité log R′
HK

Dans ce chapitre, j’ai présenté les différents critères utilisés pour détecter
la présence d’activité des étoiles. Le log R′

HK est un indicateur systémati-
quement utilisé, que ce soit pour la définition des échantillons d’étoiles à
observer ou pour justifier de l’inactivité d’une étoile avec un candidat com-
pagnon planète.

Cependant, cet indicateur est d’une part assez indirectement lié à la
présence de taches et plutôt à celle des plages (cf. Sect. 3.4), et d’autre part
la mesure peut être assez variable au cours du cycle d’activité de l’étoile
(Lockwood et al. 2007, Hall et al. 2009, entre −4,85 et −5,05 pour le Soleil)
qui lui-même peut être plus ou moins périodique et plus ou moins long. Ceci
induit une forte imprécision pour estimer le bruit stellaire probable pour
une étoile. Par comparaison avec le Soleil, pour HD4308 avec un log R′

HK

de −4,93 on s’attend à une surface projetée couverte de taches inférieure à
0,5% ; quant à HD219828 et un log R′

HK de −5,04 cette même surface est
inférieure à 0,2%. Ces valeurs ne sont pas compatibles avec les simulations
de taches qui reproduisent les vitesses radiales observées.

Il est aussi souvent utilisé pour inférer la période de rotation de l’étoile
à partir de lois empiriques déterminées par Noyes et al. (1984) (Fig. 3.55)
à partir de l’étude de 41 étoiles. Or, il y a des grandes dispersions autour
des lois empiriques extraites de ces observations et se fier trop précisément
à ces lois pour extraire une valeur de Prot(HK) sans tenir compte de cette
dispersion est dangereux, d’autant plus qu’il faudrait une valeur moyenne du
log R′

HK sur le cycle d’activité de l’étoile alors qu’il est généralement mesuré
à un instant donné sur les premiers spectres acquis.

Pour illustrer l’imprécision sur la mesure des périodes de rotation à partir
du log R′

HK, reprenons l’exemple des étoiles vues précédemment. La mesure
du log R′

HK donne −4,93 et −5,04 pour HD4308 et HD219828 respective-

ment. À partir des lois de Noyes et al. (1984), et en tenant compte de la
dispersion sur les mesures de Noyes, on peut estimer une période de rotation
d’HD4308 entre 11 et 39 jours, et pour HD219828 entre 14 et 51 jours.

Pour HD4308, la période orbitale du candidat compagnon est de 15,6
jours et donc pourrait correspondre à la période de rotation de l’étoile. La
confirmation récente par O’Toole et al. (2009) du signal stable pendant plus
de 1500 jours apporte une bonne confirmation de l’origine planétaire du
signal, la durée de vie des taches étant généralement relativement courte
(de quelques jours à quelques semaines).
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Fig. 3.55 – Lien entre période de rotation mesurée, B −V et log R′
HK. Les mesures

sont très dispersées autour de l’ajustement. Extrait de Noyes et al. (1984).

3.7.4 Cas multi-taches/multi-planètes

Je présente ici un exemple simple d’une étoile avec deux taches à sa surface,
disposées en opposition de phase et à des latitudes différentes (Fig. 3.56).

Fig. 3.56 – Images de l’étoile simulée à deux phases opposées.

Avec un v sin i inférieur à la résolution de l’instrument, il n’y a pas de
corrélation entre BVS et vitesse radiale, et il existe une périodicité des vi-
tesses différentes de la période de rotation de l’étoile. Il est possible d’ajuster
un modèle képlérien à 2 planètes à ces vitesses (Fig. 3.57).

Se fier à la période de rotation estimée de l’étoile pour être sûr que le
signal est induit par des planètes est donc très risqué.

3.7.5 Bilan

Ces simulations montrent qu’il est aisé de reproduire le signal d’une planète
avec une tache uniquement, sans qu’il soit facile de détecter la présence de
celle-ci à moins d’utiliser une batterie de critères. Quelles que soient la pé-
riode du signal et la multiplicité des périodes, il est nécessaire d’effectuer
systématiquement un suivi photométrique aussi précis que possible, tâcher
de mesurer la période de rotation de l’étoile, mesurer les variations des in-
dices de différentes raies spectrales et exploiter au mieux l’effet chromatique
des taches (Desort et al. 2007, Huélamo et al. 2008).

En allant chercher des planètes toujours moins massives, nous allons
de plus en plus nous confronter à ce problème de la variabilité stellaire.
Il est donc aussi très important d’étudier en détail ces phénomènes afin
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Fig. 3.57 – Ajustements d’un modèle képlérien à deux corps sur les vitesses radiales
simulées au cours d’une rotation de l’étoile (45 jours). Vitesse radiale en fonction
du temps (gauche) et rephasées (droite).

de pouvoir les reconnâıtre au mieux lorsqu’ils se présentent, d’établir des
stratégies observationnelles adaptées et de définir les caractéristiques des
instruments du futur.
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4.2.3 Un système planétaire autour d’HD60532 . . . . . . . . . . 156

4.2.4 Candidat en cours de suivi : Une planète géante à longue
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Comme nous l’avons au chapitre 2, la recherche de planètes autour des
étoiles chaudes de la séquence principale est une activité relativement ré-
cente. Connâıtre la distribution des planètes autour de ces étoiles est cru-
cial pour comprendre la formation des systèmes planétaires. Selon certains
travaux théoriques la masse des planètes augmente avec la masse de l’étoile-
hôte, au moins pour les étoiles peu massives (Ida et Lin 2005) et la fréquence
des planètes géantes montre une croissance linéaire avec la masse de l’étoile
entre 0,4 et 3M⊙ (Kennedy et Kenyon 2008).

L’impact de la durée de vie du système est aussi un paramètre important
puisqu’une courte durée de vie et un manque de matériaux proche de l’étoile
pourrait réduire le nombre de planètes. Il est donc nécessaire d’explorer ces
paramètres en s’intéressant à des étoiles autre que les étoiles de type solaire,
et ceci a été peu fait jusqu’à présent.

Des relevés systématiques dans le cas des étoiles de type M (moins mas-
sives que le soleil, e.g., Bonfils et al. 2005b) ont démarré il y a quelques
années. Concernant les étoiles massives, il y a nettement moins de résultats
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jusqu’à présent. Les étoiles géantes, sous-géantes ou géantes des amas ou-
verts commencent à être systématiquement suivies (e.g., Hatzes et al. 2005,
Johnson et al. 2006; 2007, Lovis et Mayor 2007). Leurs spectres sont rela-
tivement riches en raies et surtout leur vitesse de rotation est faible, il est
donc possible de mesurer les vitesses radiales de ces étoiles avec la méthode
classique du masque. De plus, leur niveau d’activité est relativement faible,
ce qui peut favoriser la détection de planètes de faibles masses. Les planètes
trouvées jusqu’à présent autour de ces étoiles sont situées sur des orbites
relativement grandes (>0,7 UA). L’absence de planètes à courtes périodes
est-elle donc réelle, il semble trop tôt pour le dire.

L’impact de la phase géante rouge de l’étoile sur les possibles planètes
à courtes périodes reste à comprendre (Johnson et al. 2007). Selon des si-
mulations numériques effectuées par Sato et al. (2008), ces planètes autour
des étoiles massives (2–3 M⊙) auraient été englouties par leur étoile. Il est
nécessaire de s’intéresser aux étoiles massives de la séquence principale telles
que les étoiles A–F avant leur phase géante rouge afin de tester si cette phase
a pu faire disparâıtre les planètes à courtes périodes, ou si les processus de
formation et de migration des planètes ne permettent pas en fait d’avoir des
planètes à courtes périodes autour de ces étoiles.

4.1 Description succinte des programmes d’observa-

tion

Tout comme avec le spectrographe ELODIE (Sect. 2.2.2), nous avons défini
pour le spectrographe SOPHIE un échantillon d’étoiles qui est une exten-
sion de l’échantillon précédent afin d’effectuer une recherche systématique
de compagnons planétaires autour des étoiles chaudes de la séquence prin-
cipale (Fig. 4.1). L’échantillon considéré est constitué d’une part des étoiles
déclarées constantes à la suite du relevé ELODIE (28 A et 31 F), et d’autre
part d’une extension en volume de l’échantillon, passant ainsi d’une distance
de 56 et 33 parsecs à 67 et 40 parsecs respectivement pour les étoiles A et
les étoiles F. Ainsi, cet échantillon des 324 étoiles (195 naines F, 129 naines
A) va permettre une étude approfondie de la statistique sur la présence de
planètes autour des étoiles A–F de l’hémisphère Nord.

Pour l’hémisphère Sud, nous avons continué le suivi des étoiles de l’échan-
tillon (Sect. 2.2.3) et nous avons pu établir les premières statistiques sur
la présence de planètes autour des étoiles A–F (Lagrange et al. 2009a, et
Sect. 4.2).

4.2 Articles : Résultats à partir de l’échantillon de

l’hémisphère Sud avec HARPS

Lagrange A.-M., Desort M., Galland F., Udry S., Mayor M., 2009, A&A,
495, 335, voir page 138
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Fig. 4.1 – Diagramme Hertzsprung-Russell. Les étoiles A–F de la séquence princi-
pale peuvent aussi appartenir à la bande d’instabilité qui contient des étoiles forte-
ment pulsantes.

4.2.1 Présentation

À partir des observations HARPS que nous avons effectuées, et même si
nous n’avons pas pu observer la totalité des étoiles de notre échantillon par
manque de temps de télescope, nous avons réalisé une étude — la première
pour des étoiles de ce type — de l’activité de ces étoiles et de la présence
de compagnons sub-stellaires. Nous avons aussi pu déterminer les étoiles de
notre échantillon qui sont les plus adaptées, pour une recherche plus poussée
de compagnons planétaires, vis-à-vis du niveau de “bruit” stellaire qu’elles
présentent (dû à de l’activité ou à des pulsations).

4.2.2 Résultats

Grâce au temps d’observation qui nous a été alloué sur HARPS (34 nuits),
nous avons pu observer 185 des 208 étoiles de cet échantillon entre Août 2005
et Janvier 2008. Parmi ces étoiles, nous avons obtenus suffisamment (> 6)
de spectres de bonne qualité sur 170 d’entre-elles afin d’effectuer une étude
des vitesses radiales, notamment pour déterminer leur origine et dispersion.
Concernant l’origine des variations de vitesse radiale nous avons distingué
plusieurs cas :

– Binarité : les étoiles binaires spectroscopiques de type 2 vont présenter
des spectres où le spectre de chaque composante est présent. Le calcul
du χ2 de chaque spectre par rapport au spectre de référence permet
de détecter les spectres qui diffèrent fortement de la référence et donc
de détecter les potentielles étoiles binaires de ce type. La visualisation
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Résultats

des spectres permet d’assurer de cela et de marquer ces cas. Les autres
étoiles binaires sont celles dont le graphe BVS-RV est globalement plat
et dont l’amplitude des vitesses est telle qu’elle est supérieure à ce que
produirait un compagnon de 13 MJup à 2 jours de période tout en
faisant attention à la possibilité de variabilité d’origine intrinsèque à
l’étoile.

– Planète : les étoiles dont l’amplitude des vitesses est suffisamment
faible pour être compatible avec une planète et dont le graphe BVS-
RV ne présente pas de corrélation mais plutôt une absence de variation
du BVS.

– Stellaire : les étoiles présentant des taches à leur surface et dont
le v sin i est supérieur à la résolution instrumentale vont avoir des
spectres dont les raies sont déformées par le passage des taches ce qui
produit des vitesses radiales corrélées à ces déformations. Le graphe
BVS-RV présente alors une figure d’anticorrélation caractéristique
(Sect. 3.2). Pour les étoiles pulsantes, selon les modes de pulsations,
le graphe BVS-RV peut ou non aussi présenter une (anti-)corrélation.
Lorsqu’il n’est pas possible de calculer les bissecteurs, nous utilisons
l’amplitude de variation à haute fréquence (< 1 jour) comme critère.

À partir de ces critères on peut classer les étoiles observées lors de ce
relevé systématique. Sur les 170 étoiles suffisamment observées, 108 sont
déclarées variables et 62 constantes avec la précision atteinte.

Parmi les étoiles variables on distingue 20 binaires ou candidates bi-
naires et 1 système planétaire confirmé (HD60532, cf. Sect. 4.2.3). Il y a
donc au moins 1% d’étoiles F avec des planètes à longue période dans notre
échantillon. Ceci est bien inférieur au taux de 10% prédit pour les étoiles
de 1,5M⊙ par Kennedy et Kenyon (2008) mais nous ne sommes pas encore
sensibles à toutes les masses et périodes. De plus, nous avons un candidat
longue période en cours de suivi (cf. Sect. 4.2.4).

Du fait de l’incertitude croissante sur les mesures en allant vers les étoiles
de plus faible B−V (type plus précoce), on détecte moins d’étoiles variables
dans ce domaine (seulement 36% à B − V < 0,2), même si les étoiles réelle-
ment variables sont probablement plus nombreuses. À un niveau de précision
< 2 ms−1 la plupart (85%) des étoiles avec un B − V >0,4 sont variables.
Entre 0,2 et 0,4, il y a peu d’étoiles variables puisque nous avons retiré de
l’échantillon les étoiles δ Scuti et γ Doradus connues qui peuplent en grande
partie ce domaine.

La détectabilité des planètes est affectée par le bruit d’origine stellaire
(aussi appelé jitter). Grâce à ces observations, nous avons pu estimer ce
jitter pour chaque étoile individuellement et nous sommes ainsi capables
de donner des limites en masse de détectabilité des planètes. On estime
qu’une planète est détectable lorsque l’amplitude du signal qu’elle induit
(A = 2K) est supérieur à 3 fois la dispersion des mesures de vitesse σrv. Ainsi,
des planètes peuvent être détectées autour d’une grande variété d’étoiles de
B − V supérieur à −0,1. Pour 91%, 83% et 61% des étoiles respectivement,
la limite de détection à 3, 10 et 100 jours accessible avec suffisamment de
données tombe dans le domaine planétaire.

Finalement, nous avons calculé les limites de détection effectives entre
0.5 et 1000 jours pour chacune des étoiles pour lesquelles nous avons plus de
12 spectres (107 étoiles). Pour une période de 3 jours, la limite de détection
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à 1σ tombe dans le domaine planétaire pour 90% des étoiles. Il passe de 75%
à 100% des étoiles précoces aux étoiles à B − V supérieur à 0,3. À 10 jours
de période le domaine planétaire est atteint pour 82% des étoiles (de 50% à
100% pour les B − V inférieurs et supérieurs à 0,4). Enfin, à 100 jours, des
planètes auraient été détectables pour 54% des étoiles, mais l’échantillonnage
temporel n’étant pas optimal et le nombre de source étant faible, ce nombre
peu parâıtre faible. Entre les limites de détection théoriques et effectives, on
constate qu’il y a une certaine marge de progression et de nouvelles mesures
permettront d’améliorer significativement ces chiffres.

Prochainement (Novembre 2009) nous allons démarrer un Large Pro-
gramme avec HARPS pour le suivi des étoiles dont les limites de détection
sont dans le domaine planétaire afin de compléter cette étude statistique
de la présence de planètes autour des étoiles A–F de la séquence principale
jusqu’à 100 jours de période orbitale.
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ABSTRACT

Aims. Systematic surveys to search for exoplanets have been mostly dedicated to solar-type stars sofar. We developed in 2004 a
method to extend such searches to earlier A−F type dwarfs and started spectroscopic surveys to search for planets and quantify the
detection limit achievable when taking the stars properties (Spectral Type, v sin i) and their actual levels of intrinsic variations into
account. We give here the first results of our southern survey with HARPS.
Methods. We observed 185 A–F (B − V in the range [−0.1; 0.6]) stars with HARPS and analysed them with our dedicated software.
We used several criteria to probe different origins for the radial-velocity variations – stellar activity (spots, pulsations) or companions:
bisector shape, radial-velocity variations amplitudes, and timescales.
Results. 1) Sixty-four percent of the 170 stars with enough data points are found to be variable. Twenty are found to be binaries or
candidate binaries (with stars or brown dwarfs). More than 80% of the latest type stars (once binaries are removed), are intrinsically
variable at a 2 m s−1precision level. Stars with earlier spectral type (B − V ≤ 0.2) are either variable or associated to levels of
uncertainties comparable to the RV rms observed on variable stars of the same B − V . 2) We detected one long-period planetary
system (presented in another paper) around an F6IV−V star. 3) We quantified the jitter due to stellar activity and we show that when
taking this jitter into account in addition to the stellar parameters (spectral type, v sin i), it is still possible to detect planets with HARPS
with periods of 3 days (resp. 10 days and 100 days) on 91% (resp. 83%, 61%) of them. We show that even the earliest spectral type
stars are accessible to this type of search, provided they have a low projected rotational velocity and low levels of activity. 4) Taking
the present data into account, we computed the actually achieved detection limits for 107 targets and discuss the limits as a function
of B − V . Given the data at hand, our survey is sensitive to short-period (few days) planets and to longer ones (100 days) to a lower
extent (latest type stars). We derive first constrains on the presence of planets around A−F stars for these ranges of periods.

Key words. techniques: radial velocities – stars: early-type – stars: planetary systems – stars: variables: general

1. Introduction

Since the discovery of the first exoplanet around a solar-like
star in 1995, more than 250 planets have been found by radial-
velocity (RV) surveys (Jean Schneider, http://exoplanet.
eu). These surveys have generally focused on late-type stars
(later than F8). However, knowing about the presence of plan-
ets or brown dwarfs (hereafter BDs) around more massive ob-
jects is mandatory if one wishes to investigate the impact of the
mass of the central stars on the planetary formation and evolu-
tion processes.

There are theoretical indications that the mass of the planets
increases with the mass of the parent star, at least for low-mass
stars (Ida & Lin 2005) and that the frequency of giant planets
increases linearly with the parent-star mass for stars between 0.4
and 3 M⊙ (Kennedy & Kenyon 2008), with e.g., 6% frequency
of giant planets around 1 M⊙ and 10% frequency around 1.5 M⊙.
More numerous and massive planets are consistent with what we
could expect from a disk surface-density increasing with stel-
lar mass. On the other hand, the shorter lifetimes of the sys-
tems, as well as the lack of solid material close to the star, could

⋆ Based on observations collected at the European Southern
Observatory, Chile, ESO 075.C-0689, 076.C-0279, 077.C-0295, 078.C-
0209, 080.C-0664, 080.C-0712.

reduce the number of planets. Clearly, several parameters proba-
bly impact the occurrence and properties of planets around mas-
sive stars, and they have not been fully explored yet.

The data to test the models are still quite limited, as the
largest and earliest, now long-lasting surveys have focused on
solar type, main-sequence (MS) stars. In recent years, some ef-
forts have been made nevertheless to search for planets around
stars with various masses: less massive, M-type stars, on the
one hand, and more massive stars, on the other. The search for
planets around M stars so far seems to confirm the previously
mentioned expectations from theoretical works (see e.g., Bonfils
et al. 2005; Butler et al. 2006). The available observations of
massive stars are still very limited. Massive MS stars have been
removed from early surveys, because it was generally thought
that their spectra (few lines, usually broadened by stellar rota-
tion) would not allow planet detection and, indeed, the classical
RV measurements technique (based on the cross correlation of
the actual spectra with a binary spectral mask corresponding to
a star with an appropriate spectral type and v sin i = 0 km s−1)
fail to measure the RV of these stars. This has led some groups
to study “retired” early-type instead, either low-mass (≤1.6 M⊙)
giants, intermediate-mass (1.6−2 M⊙) subgiants, or clump gi-
ants (1.7−3.9 M⊙) (see e.g., Hatzes et al. 2005; Niedzielski
et al. 2007; Johnson et al. 2006, 2007; Lovis & Mayor 2007;

Article published by EDP Sciences
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Sato et al. 2008). These stars have indeed cooled down and
also rotate more slowly due to coupling of stellar winds and
magnetic fields. They therefore exhibit more numerous, nar-
rower lines, which is adequate for classical RV measurements
technique, and their level of activity (jitter) is relatively low
(10−20 m s−1, Hekker et al. 2006) for giants and 10 m s−1 for
subgiants (Johnson et al. 2007, and ref. therein; Sato et al. 2008).
The data available today are still more limited than for solar-
type stars, and less than 20 planets have been found so far in
total around these evolved stars. So far, the planets found around
K subgiants stars with M ≥ 1.5 M⊙ are located at distances
greater than 0.8 AU (Johnson et al. 2007), which has led these
authors to conclude that close-in planets are rare, in agreement
with some theoretical predictions on disk depletion timescales
(Burkert & Ida 2007). However, the impact of the post MS evo-
lution of the stars on closer-in planets has not been explored
yet for these stars. All planets found so far around giant stars
have relatively long periods, the closest ones being reported at
less than 0.7 AU from 2 giants, in addition to a previously re-
ported planet at 0.7 AU by Sato et al. (2003). Numerical simula-
tions by the same authors suggest that planets with orbits inside
0.5−1 AU around 2−3 M⊙ stars could be engulfed by the central
stars at the tip of RGB thanks to tidal torque from the central
stars. According to them, if one then assumes that most of the
clump giants are post RGB stars, there is then a risk that closer
planets, if present before, had disappeared as the star evolved.
In summary, even though there are some hints that hot Jupiters
are not present around retired stars, it is recognized that data are
still needed to definitely confirm this point. Also, because stellar
evolutionary processes may have affected the presence of plan-
ets close to the stars, it is acknowledged that data are needed
on A−F MS stars (see e.g., Burkert & Ida 2007; see also Li et al.
2008). We note finally that short-period planets have indeed been
found around F5−F6 MS stars through transit observations (see
http://exoplanet.eu).

A few years ago we developed a software dedicated to ex-
tracting the RV data around early type MS stars. The method
consists in correlating, in the Fourier space, each spectrum and a
reference spectrum built by summing-up all the available spec-
tra for this star. We had shown earlier that with this approach
and by taking the stars B − V and projected rotational veloci-
ties into account, it is possible to find planets around A−F type
stars (Galland et al. 2005a). However, the price to pay is that
more measurements are needed to find planets around A and
early F dwarfs than for late F and G−K dwarfs, because of the
relatively higher uncertainties in the RV measurements due to
higher v sin i and higher effective temperature, and also because
of the possible presence of pulsations or spots in the case of
late F stars, the impact of which has not been quantified so far.
(Spots or pulsations become also a limiting factor in the case of
later-type stars, as well as pulsations, if one looks for low mass
planets.) We then started systematic searches for low-mass com-
panions to A−F type stars, with HARPS in the southern hemi-
sphere and with ELODIE and then SOPHIE at OHP in the north-
ern hemisphere. We have so far found a 9.1 MJup (minimum
mass) planet orbiting (a = 1.1 AU) an F6V star, with v sin i =
12 km s−1 (Galland et al. 2005b). Very promisingly, we also de-
tected a 21 MJup brown dwarf orbiting (a = 0.2 AU) a pulsating
A9V star with v sin i = 50 km s−1 (Galland et al. 2006); notice-
ably, in that case, we could disentangle stellar pulsations from
the presence of a low-mass companion.

In parallel, we developed detailed simulations of stellar ac-
tivity (spots) in order to estimate more quantitatively than what
was available so far (Saar & Donahue 1997; Hatzes 2002) the

impact of such stellar activity on RV data and other observables
(bisectors, bisectors velocity-span, photometry). We showed that
if the star v sin i is smaller than the spectrograph spectral res-
olution, depending on their location with respect to the line of
sight, depending on their size, spots with realistic sizes can pro-
duce RV variations and bisector velocity-span variations that are
quite similar to those of low-mass planets. Hence, low amplitude
(level of typically 20 m s−1 or less) planetary-like RV and bi-
sector velocity span variations alone cannot definitely prove the
presence of planets around low v sin i G−K stars (Desort et al.
2007), so additional criteria are mandatory for ruling out spots:
photometry, activity evaluation down to levels relevent to explain
the amplitude of RV variations, precise knowledge of the star ro-
taional period, etc. That situation is much more favorable in the
case of earlier-type stars because they rotate statistically faster,
so the bisector criteria can apply.

The present paper is devoted to our southern hemisphere sur-
vey. The sample, observations, measurements, and diagnostics
are provided in Sect. 2. The results concerning the stellar vari-
ability and the quantitative impact on planet detectability around
the early-type stars are presented in Sect. 3. Finally we give
and discuss the detection limits obtained in the present survey
in Sect. 4.

2. Sample, observations, and measurements

2.1. Sample

Our HARPS sample is limited to B8 to F7 dwarfs. The limit
in spectral type (ST) at F7 is set because the surveys using
the masking technique generally start with stars with ST later
than F8. The limit at B8 is set by the precision that can be
obtained with our method on stars, given their ST and their
v sin i (Galland et al. 2005a): the detection limit of stars with
ST earlier than B8 does not fall into the planet domain. Our sur-
vey is also volume-limited with an upper limit at 67 pc for the
B8−A9 dwarfs and at 33 pc for the F0−F7 dwarfs. The distance
was taken from Hipparcos catalog, and stars with distance un-
certainties over 20% were removed. The difference in distance
for both spectral types comes from our wanting to have roughly
the same number of A and F stars. The dwarf nature was selected
by selecting stars with absolute magnitudes within 2.5 mag from
the main sequence.

Spectroscopic binaries and close visual binaries with separa-
tions smaller than 5′′ known at the beginning of the survey from
Coravel or Hipparcos data were removed. Confirmed δScuti
(from Rodriguez et al. 2000) and γDoradus type stars (from
Mathias et al. 2004 and http://astro.univie.ac.at/dsn/
gerald/gdorlist.html) were also removed because they are
known to produce RV variations over hours to a few days due
to pulsations. Finally we also removed Ap and Am stars, which
present spectral anomalies and are often associated to binary sys-
tems. This removes a number of late A – early F type stars, cross-
ing the δ Scuti and γDoradus instability strip. We ended up with
207 stars with ST between B8 and F7, and B − V respectively
ranging between −0.1 and 0.58, corresponding to mass ranging
between 1.3 and 3.5 M⊙. We have a relatively smaller number of
stars in the [0.2; 0.4] B−V range (i.e., roughly, between 1.8 and
1.4 M⊙) as we removed the known δScuti and γDoradus stars).

2.2. Observations

In all, 185 stars have been observed between August 2005 and
January 2008. Figure 1 shows their position in the HR diagram.
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Fig. 1. Observed stars in an HR diagram. We also plotted the dwarfs
and/or (sub-) giants surveyed either with the Coralie spectrograph or by
Johnson et al. (2006). Our targets cover a domain that has not been sur-
veyed yet. Note the relative lack of objects in the [0.2; 0.4] B−V region,
due to selection effects (see text).

It can be seen that our survey fills a domain of the HR diagram
that has not been covered yet.

We usually recorded 2 consecutive high-resolution (R ≃
115 000) spectra each time we pointed to the star (each point-
ing is hereafter referred to as one epoch). The spectra cover a
wavelength range between 3800 and 6900 Å. As far as possi-
ble, we tried to record data at two or three different times for a
given object during one night, in order to identify possible high-
frequency RV variations. We also tried whenever possible to
record data on two or three consecutive nights. The time baseline
for a given star varies between 5 days and more than 800 days.
Only a few (11) stars have been observed during one night only,
but for 15 stars we only got 4 good quality spectra or less (i.e.,
with a magnitude difference1 between the observation and the
one that gives the best signal-to-noise ratio (SN) smaller than 2).
We ended up with 170 dwarfs for which we recorded 6 or more
good quality spectra. 45 have B − V ≤ 0.1; 72 have B − V be-
tween 0.1 and 0.4 and 53 have B − V ≥ 0.4. We hereafter limit
our study to those stars.

Typical exposure times ranged between 30 s and 15 min de-
pending on the star magnitude and on the atmospheric condi-
tions. Table 1 provides the 170 targets observed, together with
several relevant pieces of information on the stars (ST, v sin i,
B − V) and on the data obtained, as well as various measure-
ments (see below).

2.3. Measurements

2.3.1. Radial velocities

The extraction of the radial velocities is fully described in
Galland et al. (2005a). Briefly, for each star, we built a first es-
timate of the reference spectrum that is the average of the spec-
tra recorded and reduced via the STS HARPS pipeline. We then
computed a first estimate of the RV for each spectrum, by cor-
relating each spectrum and this first estimate of the reference

1 ∆m(i) = 6 log10[ǫrv(i)/min(ǫrv)], where ǫrv(i) stands for the uncer-
tainty associated to the measurement of the observation (i) for the con-
sidered object, and min(ǫrv) is the lowest value of uncertainty obtained
for this object; the measured uncertainties (cf. Galland et al. 2005a) take
the photon noise + instrumental uncertainties into account.

spectrum in Fourier space. We then built a final reference spec-
trum by averaging the spectra once they had been shifted from
their measured RV. For each spectrum we finally measured the
RV velocity with respect to this reference spectrum. We also
measured the uncertainties associated to each RV measurement.

To build up the reference we computed the χ2 of each spec-
trum compared to the first estimate of the reference spectrum.
Most of the time, the χ2 found was much less than 10. Whenever
a higher χ2 was found, we checked the spectra. In such cases, ei-
ther they were due to bad observing conditions or technical prob-
lems and were not kept to build the reference spectrum (this ac-
tually happened quite rarely as we already selected spectra with
acceptable absorptions) or they were associated to line deforma-
tions indicative of a type-2 binary.

2.3.2. CCFs, bisectors and bisectors velocity-span

Whenever possible (see below), we computed the resulting
cross-correlation functions (CCFs) and the bisector’s velocity-
span for each target (see for their definition Galland et al. 2005a).
Indeed, the bisector and bisectors’ velocity span are very good
diagnostics of stellar activity (spots, pulsations) provided 1) they
can be measured (see below), and 2) the star projected rotational
velocity is higher than the instrumental resolution (see Desort
et al. 2007).

The uncertainty associated to the bisectors’ velocity span
depends directly on the projected rotational-velocity and/or
their spectra type. Indeed, the number of lines used to
compute the CCF depends on these two parameters (much
more than on the signal-to-noise ratio). For stars with high
v sin i (typ. ≥ 150 km s−1) and/or B − V ≤ 0.1, the number of
lines may be quite low (30−50) whereas for late-type stars with
moderate v sin i (10–20 km s−1), the number of lines used is a few
hundreds (up to about 1000). When the bisectors had been com-
puted, we then attributed quality flags to the bisectors’ velocity-
span measurements, respectively: Good, Acceptable, Bad, cor-
responding to numbers of lines respectively ≥100, 40−100,
and ≤40.

2.4. Diagnostics for the classification of variable stars

Variable stars are defined as having an RV standard deviation
(rms) more than twice the RV uncertainties and a total RV ampli-
tude more than 6 times the RV uncertainties. The RV variations
can a priori be due to the presence of a companion (star, brown
dwarf, planet) or to intrinsic variations of the star (spots, pulsa-
tions). It can also be a combination of those different origins.

2.4.1. Binarity

We first checked those stars with high χ2 (≥10) and looked for
line deformations indicative of spectroscopic binaries. Figure 2
provides an example of a binary SB2 identified on the basis of
the χ2, HD 2885 (A2V; v sin i = 40 km s−1). It has to be noted
that, in such cases, the RV values measured are no longer valid,
as our RV extraction method assumes that all lines in a given
spectrum originate from the same object.

For the rest of the variable stars, we tried to identify binary
stars among the stars for which the RV amplitude can be ex-
plained by the presence of a stellar or BD companion. To do so,
using rough estimations of the star masses via their B − V , we
computed the RV amplitude 2 × K2d expected from the pres-
ence of a 13 MJup body orbiting with a period of 2 days and the
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Table 1. Stars properties and measurements.

HD ST B − V v sin i Time RV RV RV Span Span Span Bis. Variabl. Bin.
bs l rms unc ampl rms unc ampl Flag

(km s−1) (days) (m s−1) (m s−1) (m s−1) (m s−1) (m s−1) (m s−1)
HD 693 F5V 0.487 10 389.1 2 1 6 2 1 7 G V
HD 2696 A3V 0.128 150 389.1 279 166 847 C
HD 2834 A0V 0.018 130 279.2 9408 164 29717 V V
HD 2884 B9V -0.06 170 603.2 587 496 2141 C
HD 2885 A2V 0.147 40 820.7 9331 19 34510 B V X
HD 3003 A0V 0.038 115 603.2 135 83 491 C
HD 4247 F0V 0.35 35 842.8 26 11 94 62 49 216 G V
HD 4293 A7V 0.297 125 837.8 91 99 270 4109 1281 16151 B C
HD 7439 F5V 0.448 8 453.8 10 1 22 24 2 63 G V
HD 9672 A1V 0.066 195 453.8 169 300 527 C
HD 11262 F6V 0.523 5 840.8 2500 1 5014 30 2 64 G V B
HD 12311 F0V 0.29 22 387.9 3674 80 10137 3113 757 12217 G V B
HD 13555 F5V 0.457 9 821.8 13 1 42 20 3 54 G V
HD 14943 A5V 0.213 111.5 835.8 141 50 667 745 484 6364 A? V
HD 15008 A3V 0.034 180 1165.9 367 274 1210 C
HD 17848 A2V 0.101 220 842.8 294 194 1046 C
HD 18978 A4V 0.163 120 1161.8 185 88 880 13988 1317 105268 B V
HD 19107 A8V 0.193 170 389 154 176 434 C
HD 19545 A3V 0.166 80 821.9 1490 33 3962 623 244 2389 A V B
HD 21882 A5V 0.205 255 382.9 400 350 1332 C
HD 25457 F5V 0.516 25 368.1 28 3 93 28 8 82 G V
HD 25490 A1V 0.032 65 5 74 71 214 C
HD 29488 A5V 0.147 115 665.2 183 72 712 3160 855 23124 B V
HD 29875 F2V 0.342 45 325 434 7 1100 1108 36 2551 G V
HD 29992 F3V 0.391 100 638.2 335 30 855 319 226 1386 G V
HD 30652 F6V 0.484 16 500.7 13 2 54 19 7 90 G V
HD 30739 A1V 0.01 195 328 941 631 3380 C
HD 31746 F3V 0.442 11.4 295 18 2 60 45 6 144 G V
HD 32743 F2V 0.421 50 663.2 13 5 44 145 42 441 A V
HD 32977 A5V 0.118 100 175.7 70 47 279 272 340 990 A/B C
HD 33256 F2V 0.455 10 326 4 2 14 5 4 16 G V
HD 33262 F7V 0.526 30 665.1 17 3 45 60 7 173 G V
HD 37306 A2V 0.051 130 670.2 275 180 1127 C
HD 38393 F7V 0.481 8.4 1165.9 4 1 19 5 2 22 G V
HD 38678 A2V 0.104 200 338.1 723 429 1942 C
HD 39014 A7V 0.217 205 665.2 512 173 2376 V
HD 39060 A3V 0.171 130 670.1 287 39 996 883 423 3702 A V
HD 40136 F1V 0.337 18 663.2 10 3 36 19 7 77 G V
HD 41695 A0V 0.046 250 280.2 595 628 2046 C
HD 41742 F4V 0.493 26.3 450.9 673 5 2030 44 17 148 G V B
HD 43940 A2V 0.139 247.5 282.2 597 513 1939 C
HD 46089 A3V 0.185 110 0.1 1060 64 2618 3148 687 8811 A V
HD 49095 F7V 0.491 7 337.9 3 1 13 4 2 21 G V
HD 49933 F2V 0.396 12 29 29 2 85 83 4 237 G V
HD 50445 A3V 0.183 90.7 670.1 66 36 248 301 295 1672 A C
HD 54834 A9V 0.312 26.9 0.9 1183 11 2839 127 657 312 G V B
HD 56537 A3V 0.106 140 666.2 180 75 639 3198 1090 15172 A V
HD 59984 F5V 0.54 15 29.9 3 1 10 30 24 107 B V
HD 60532 F6V 0.521 10 667 26 1 109 4 2 22 G V
HD 60584 F6V 0.468 38.9 663.1 23 9 83 62 44 215 G V
HD 63847 A9V 0.31 94 339 794 65 3145 997 565 3835 A V
HD 66664 A1V 0.018 175 32.8 542 450 1695 0 0 0 C
HD 68146 F7V 0.488 8 666.1 4 1 16 5 3 27 G V
HD 68456 F5V 0.437 12 212.3 1236 2 3613 70 4 177 G V B
HD 71155 A0V -0.012 115 337.9 480 227 2288 V
HD 73262 A1V 0.003 265 30.9 1101 777 3843 C
HD 74591 A6V 0.2 115 338 171 80 639 726 901 3137 B V
HD 74873 A1V 0.12 10 28.9 1534 114 5167 0 0 0 V
HD 75171 A9V 0.217 93.3 388 294 57 934 713 443 2021 A V
HD 76653 F6V 0.481 11 282.1 13 1 45 14 3 55 G V
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Table 1. continued.

HD ST B − V v sin i Time RV RV RV Span Span Span Bis. Variabl. Bin.
bs l rms unc ampl rms unc ampl Flag

(km s−1) (days) (m s−1) (m s−1) (m s−1) (m s−1) (m s−1) (m s−1)
HD 77370 F3V 0.417 95 667.1 37 15 134 136 71 504 G V
HD 82165 A6V 0.216 232.8 32 541 276 2046 C
HD 83446 A5V 0.173 155 670.1 274 83 1152 V
HD 88955 A2V 0.051 105 99.8 115 69 450 C
HD 89328 A8V 0.329 302.8 568.3 340 93 956 V
HD 90132 A8V 0.251 270 28.9 433 221 1647 C
HD 91324 F6V 0.5 8 665.1 3 1 13 6 3 25 G V
HD 91889 F7V 0.528 6 665 4 1 17 2 1 9 G V
HD 93372 F6V 0.51 11.3 638.1 4 2 14 8 5 28 G C
HD 94388 F6V 0.48 8 31.9 15 1 51 27 3 79 G V
HD 96819 A1V 0.069 230 5 463 442 1520 C
HD 97244 A5V 0.209 75 106.8 84 45 298 301 360 1246 A C
HD 97603 A4V 0.128 165 32.9 315 170 987 0 0 0 C
HD 99211 A9V 0.216 130 29.9 135 59 474 433 592 1796 A V
HD 99453 F7V 0.495 5 32 253 1 784 V X
HD 100563 F5V 0.48 14 564.3 3 2 10 12 4 35 G C
HD 101198 F7V 0.52 5 662.1 40 1 102 2 1 5 G V
HD 102124 A4V 0.174 130 29.9 297 114 1195 2230 1928 7132 B V
HD 102647 A3V 0.09 115 106.8 111 44 426 419 454 2305 A V
HD 104731 F6V 0.417 20 29.9 23 2 75 129 6 445 G V
HD 105850 A1V 0.055 122 569.3 181 107 606 C
HD 106661 A3V 0.068 175 32 358 373 1272 C
HD 109085 F2V 0.388 81 638 22 15 77 86 82 329 G C
HD 109787 A2V 0.049 330 32.9 829 509 3038 C
HD 110411 A0V 0.076 140 32.9 851 415 2748 V
HD 111998 F5V 0.493 28.5 638.1 40 5 144 35 18 128 G V
HD 112934 A9V 0.298 70 73.8 857 43 2877 580 289 1950 G V B
HD 114642 F6V 0.46 13 105.7 49 2 194 118 4 448 G V
HD 115892 A2V 0.068 90 101.8 59 29 232 V
HD 116160 A2V 0.045 205 97.7 4080 437 10844 V V
HD 116568 F3V 0.415 40 74.9 1243 8 2751 154 36 592 G V B
HD 118098 A3V 0.114 205 105.9 395 263 1533 C
HD 124850 F7V 0.511 15 5 39 2 129 88 6 278 G V
HD 125276 F7V 0.518 5 182.8 1 1 4 2 1 8 G C
HD 126248 A5V 0.124 185 280.2 602 204 2482 V
HD 128020 F7V 0.506 5 73.8 2 1 6 3 2 10 G C
HD 128167 F3V 0.364 8 6 21 3 70 56 5 169 G V
HD 128898 F1V 0.256 15 0.1 64 2 189 41 6 121 G V
HD 129422 A7V 0.308 200 113.9 562 196 1742 V
HD 129926 F0V 0.315 110 73.9 347 26 1074 642 214 2358 G V
HD 130109 A0V -0.005 265 31 1319 945 4253 C
HD 132052 F0V 0.318 105 182.6 139 31 496 495 253 1490 G V
HD 133469 F6V 0.489 24.3 182.6 17 5 60 32 17 104 G V
HD 135379 A3V 0.088 60 841.8 31 22 105 109 153 435 G C
HD 135559 A4V 0.181 125 389 505 87 2063 1626 1166 6894 B V
HD 138763 F7V 0.577 7 623.2 56 2 200 54 4 217 G V
HD 139211 F6V 0.505 7 182.7 3 1 12 3 2 12 G V
HD 141513 A0V -0.036 85 389 147 55 599 V
HD 141851 A3V 0.135 185 114.9 604 482 1899 C
HD 142139 A3V 0.087 110 5 45 45 142 234 327 681 A C
HD 142629 A3V 0.129 85 386.9 2207 25 6526 G V X
HD 145689 A4V 0.159 100 112.9 198 62 604 807 618 2460 B V
HD 146514 A9V 0.326 145 389 820 134 2368 2559 1861 7544 B V
HD 146624 A0V 0.008 30 724.9 10 15 33 51 57 167 G C
HD 147449 F0V 0.338 83 389 65 19 265 216 127 996 G V
HD 153363 F3V 0.407 27 279.2 204 10 590 236 41 637 G V
HD 156751 A5V 0.248 93.8 5.9 474 80 1359 1281 607 3866 B V
HD 158094 B8V -0.104 255 386 1876 539 5639 V V
HD 158352 A8V 0.237 165 388 1399 90 3968 V V
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Table 1. continued.

HD ST B − V v sin i Time RV RV RV Span Span Span Bis. Variabl. Bin.
bs l rms unc ampl rms unc ampl Flag

(km s−1) (days) (m s−1) (m s−1) (m s−1) (m s−1) (m s−1) (m s−1)
HD 159170 A5V 0.187 225 114.8 636 344 2541 C
HD 159492 A7V 0.195 60 446.9 106 20 371 429 108 1333 G V
HD 160613 A2V 0.086 95 389 98 61 323 C
HD 161868 A0V 0.043 185 388.1 772 763 2860 C
HD 164259 F3V 0.39 80 833.9 66 18 190 198 113 651 G V
HD 167468 A0V 0.043 295 278.2 968 482 3371 V
HD 171834 F3V 0.386 60 388.1 22 19 69 170 125 612 G C
HD 172555 A7V 0.199 175 841.8 256 62 1165 V
HD 175638 A5V 0.161 145 389.1 191 77 942 180186 1019 1247939 B V
HD 175639 A5V 0.204 200 110.8 735 257 2033 V
HD 176638 A0V -0.021 260.8 278.3 1998 1287 5542 C
HD 177178 A4V 0.182 155 280.3 546 187 1932 V
HD 177724 A0V 0.014 295 833.9 2752 1399 9102 C
HD 177756 B9V -0.096 160 833.8 5101 555 17662 V V
HD 181296 A0V 0.02 420 1283.8 1559 905 6283 C
HD 184985 F7V 0.501 5 389.1 3 1 13 2 1 7 G V
HD 186543 A9V 0.196 121.5 837 150 53 614 2137 583 15115 B V
HD 187532 F0V 0.402 95 829.9 33 21 133 240 143 974 G C
HD 188228 A0V -0.032 115 841.9 117 90 450 C
HD 189245 F7V 0.498 100 259.1 86 17 267 137 109 503 G V
HD 191862 F5V 0.476 8 364.2 3 2 12 9 4 31 G C
HD 196385 A9V 0.328 13 568.7 12 5 44 19 12 84 G V
HD 197692 F5V 0.426 40 829.9 30 7 118 85 33 307 G V
HD 198390 F5V 0.42 6.5 389.1 3 2 9 6 3 18 G C
HD 199254 A4V 0.131 145 368 178 93 637 2678 1270 10547 B C
HD 199260 F7V 0.507 13 829.9 13 2 50 22 6 74 G V
HD 200761 A1V -0.01 80 841.8 2095 107 5619 V V
HD 202730 A5V 0.191 210 366.9 107 86 387 C
HD 203608 F6V 0.494 8 909.8 2 1 6 2 1 9 G V
HD 205289 F5V 0.423 45 829.9 29 14 94 62 81 208 G C
HD 209819 B8V -0.075 135 387.9 8182 220 21581 V X
HD 210302 F6V 0.489 12 1287.7 9 2 38 10 4 40 G V
HD 210418 A2V 0.086 130 836.8 298 144 971 V
HD 210739 A3V 0.169 160 837.9 375 307 1365 C
HD 211976 F6V 0.451 5 368 4 2 11 4 3 16 G V
HD 212728 A3V 0.208 254.9 1165.9 749 501 2351 C
HD 213398 A1V 0.011 45 1161.9 38 24 124 60 50 208 G C
HD 213845 F7V 0.446 25 841.8 26 6 99 40 25 156 G V
HD 215789 A3V 0.083 270 719 241 306 807 C
HD 216627 A3V 0.066 70 389.2 4058 35 9514 154 274 519 G V B
HD 216956 A3V 0.145 85 325.2 52 17 282 277 150 1256 G V
HD 219482 F7V 0.521 7 837.9 14 2 38 10 3 36 G V
HD 220729 F4V 0.409 20 386 8018 4 19021 6428 10 14987 G V B
HD 222095 A2V 0.082 165 387 200 109 741 C
HD 222368 F7V 0.507 7 837.8 3 1 12 2 2 12 G V
HD 222603 A7V 0.2 60 385.1 296 20 765 573 98 1442 G V
HD 222661 B9V -0.032 135 388.1 348 239 1031 C
HD 223011 A7V 0.21 35.3 840.9 364 13 1177 282 63 1056 G V
HD 223352 A0V 0.001 280 708.1 1643 1453 4917 C
HD 223781 A4V 0.186 165 368 365 335 1148 C
HD 224392 A1V 0.06 250 385.9 325 383 944 C

“RV rms” (resp. “span rms”) stands for the rms of the measured radial velocities (resp. bisector velocity-spans); “RV amp” (resp. “Span amp.”)
stands for amplitude of the measured radial velocities (resp. bisector velocity-spans); “RV unc.” (resp. “Span unc.”) stands for the average un-
certainties associated to the RV (resp. bisector velocity-spans) data. Bisector flags: G: good quality; B: bad quality; A: acceptable quality. Binary
types: X refers to stars identified as binaries based on a high χ2 (≥10); B refers to binaries identified via a flat or a composite bisector, and V refers
to stars regarded as binary candidates, based on the sole amplitude of their RV variations (see text).

RV amplitude 2 × K200d expected in the case of a 200-day period
and compared these quantities to the observed RV amplitudes,
once corrected from the RV variations observed within a night
(in practice, over a few hours), as the variations occuring within
a few hours are assumed to stem from stellar origin, see below.

Quantitatively we define the amplitude of the nightly RV vari-
ations as “in-night” RV amplitude for a given object. We then
computed the following quantities: R2d = (observed RV ampli-
tude − “in-night” RV amplitude)/2 ×K2d and R200d = (observed
RV amplitude − “in-night” RV amplitude)/2 × K200d, to be used



A.-M. Lagrange et al.: Extrasolar planets and brown dwarfs around A–F type stars. VI. 341

 600  800  1000  1200  1400

−30

−20

−10

 0

−50  0  50

0.94

0.96

0.98

1.00

−6000 −4000 −2000  0

0.92

0.94

0.96

0.98

1.00

−5000  0  5000

 0

 2000

 4000

R
ad

ia
l 

V
el

o
ci

ty
 [

k
m

 s
  
 ]

−
1

C
C

F
 N

o
rm

al
iz

ed
 F

lu
x

B
is

ec
to

r 
V

el
o
ci

ty
 S

p
an

 [
k
m

 s
  
  
]

−
1

Radial Velocity [km s   ]
−1

B
is

ec
to

rs
 N

o
rm

al
iz

ed
 F

lu
x

 [km s   ]−1
Julian Day − 2453000

 [km s   ]−1

Fig. 2. Example of an SB2 binary, HD 2885 (A2V; v sin i = 40 km s−1).
RV curve (upper right), CCFs (lower right), bisectors (upper left), and
bisector velocity span (lower left). The CCF is clearly variable and in-
dicative of an SB2 binary.

as thresholds identifying the binaries. We chose 2 and 200-day
periods as they are quite relevant given our temporal sampling
and our average time baseline.

For those variable stars for which we could compute a
CCF and test the relation between bisectors velocity-span and
RV variations, we selected those that show a simple, flat bisec-
tor velocity span, i.e., values of bisectors velocity-span arranged
horizontally in a (RV; bisector velocity-span) diagram (this cor-
responds to stars for which the ratio of the amplitude of the bi-
sector velocity span to the RV amplitude is less than 0.2) and
for which R2d ≥ 2 or R200d ≥ 2. We regard them as unambigu-
ous binaries. Figure 3 provides an example of a variable star
(HD 68456; F5V; v sin i = 12 km s−1) for which the bisector ve-
locity span clearly indicates the presence of a companion, and
the observed RV amplitude once corrected from in-night varia-
tions can be due to a ≃0.1 M⊙ stellar companion (see below).
This star was also recently classified as a binary on the basis of
astrometric data (see below; Goldin & Makarov 2007).

Some variable stars show a bisector velocity span that is ei-
ther partly flat and partly vertical or partly flat and partly in-
clined, indicating that they are most probably binaries and at the
same time pulsating or active (see below). We classify those ob-
jects with R2d or R200d ≥ 2 as strong binaries candidates. An
example, HD 19545 (A3V; v sin i = 80 km s−1), is provided in
Fig. 4. Figure 5 compares the case of a pulsating star for which
we artificially simulated an additional companion star. The gen-
erated RV and span curves of the pulsating star and pulsating
star plus stellar companion are comparable to those found in the
case of HD 19545. We do not have quantitative criteria to iden-
tify those “composite bisectors velocity spans”, which explains
why we classify the candidates as strong candidates rather than
unambiguous binaries.

Finally, for the rest of the stars, we flagged those stars with
R2d or R200d ≥ 4 as binary candidates. For these stars we conser-
vatively adopted a more stringent threshold for R2d or R200d as
we lack any additional indication of companions, and we know
that these stars may be intrinsically variable. We thus took into
account that the actual amplitude RV variations due to the pulsa-
tions may be stronger than the one measured on our set of data.
This ensures that most of the observed RV amplitudes are due to
a perturbation by a BD or a star. Figure 6 gives an example of
such a star where no CCF could be computed, and the binarity
classification relies solely upon the RV curve.

 800  1000  1200  1400  1600
−2

 0

 2

−10  0  10

0.8

0.9

1.0

 2  4

0.75

0.80

0.85

0.90

0.95

 0  5

−2

 0

 2

B
is

ec
to

r 
V

el
o
ci

ty
 S

p
an

 [
k
m

 s
  
  
]

−
1

Radial Velocity [km s   ]
−1

B
is

ec
to

rs
 N

o
rm

al
iz

ed
 F

lu
x

 [km s   ]−1
Julian Day − 2453000

R
ad

ia
l 

V
el

o
ci

ty
 [

k
m

 s
  
 ]

−
1

C
C

F
 N

o
rm

al
iz

ed
 F

lu
x

 [km s   ]−1

Fig. 3. Example of a binary identified by a flat bisector velocity-span
diagram and large amplitude RV variations, HD 68456 (F5V; v sin i =
12 km s−1). RV curve (upper right), CCFs (lower right), bisectors (up-
per left), and bisector velocity span (lower left). The mass of the com-
panion falls in the stellar domain (see text).
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Fig. 4. Example of a star whose RV variations are most probably due
to both pulsations and binarity, HD 19545 (A3V; v sin i = 80 km s−1).
RV curve (upper right), CCFs (lower right), bisectors (upper left), and
bisector velocity span (lower left). The CCFs are clearly variable; the
bisector velocity-span diagram is composite: part of the data are spread
horizontally over a wide velocity range, and part are spread vertically,
over a wide range of span. The points that give the vertical bisector ve-
locity span are those associated to the nightly high-frequency RV vari-
ations; their bisectors are strongly variable in shape. The points with
the low RV are associated to bisector velocity spans that are clearly
shifted from the ones corresponding to higher velocities, which pro-
duces a shifted bisectors velocity-span.

2.4.2. Planets

Those stars that at the same time show signs of RV variability
with low amplitudes and a flat bisector velocity span diagram
are very good candidates for hosting planets. In some cases, stars
showing composite bisector velocity span diagrams with R2d or
R200d larger than 2 can still be “proper” candidates for hosting
planets. In such cases, the total RV amplitude is not dominated
by the planetary signatures but by stellar variability (e.g., spots).

2.4.3. Intrinsically variable stars

In the case of spots, and provided the star v sin i is higher than
the instrumental resolution, the bisector shape is very peculiar
and the bisector velocity-span variations are correlated to the
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Fig. 5. Simulation of a composite bisector velocity-span diagram pro-
duced when adding a 100-MJup companion on a circular orbit, with
a 120-day period around a 1.8-M⊙ pulsating star, HD 159492 (A7V;
v sin i = 60 km s−1). The initial RV and bisector velocity-span data are
shown on the left, where we see in particular high frequency (nightly)
RV variations and bisector velocity-spans spread vertically. The simu-
lated data are shown on the right. The bisector velocity-span diagram
on the right is clearly composite: both flat over a wide range of RV +
vertical over a wide range of bisector velocity-span values, similarly to
HD 19545.

Fig. 6. Example of a star whose RV variations are most probably due to
binarity, HD 200761 (A1V; v sin i = 80 km s−1). RV curve.
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Fig. 7. Example of a star with variable RV due to the presence of spots.
HD 25457 (F5V; v sin i = 25 km s−1). RV curve (upper right), CCFs
(lower right), bisectors (upper left), and bisector velocity span (lower
left).

RV ones (see Desort et al. 2007). In a (RV; bisector velocity
span) diagram, the bisector velocity-span values are arranged ei-
ther as an inclined “8” shape, or along an inclined line (so called
“anti-correlation”). For these objects, the ratio of the bisector
span amplitude to the RV amplitude is found to be in the range
1−3. Figure 7 provides an example of a star showing clear signa-
tures of spots on the basis of the bisector velocity-span diagram
(HD 25457; F5V; v sin i = 25 km s−1). As another example, the
very neat case of HD 138763 can also be found in Desort et al.
(2007).
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Fig. 8. Example of a star with variable RV due to pulsations. HD 159492
(A7V; v sin i = 60 km s−1). RV curve (upper right), CCFs (lower right),
bisectors (upper left), and bisectors velocity-span (lower left).

In the case of pulsations, the bisector velocity-span values
are spread over a much wider range than the RV and their varia-
tions are not correlated to the RV ones. In a (RV; bisector veloc-
ity span) diagram, the bisector velocity-span values are spread
vertically, and the ratio of the bisector span amplitude to the
RV amplitude is large, typically ≥3. Figure 8 provides an ex-
ample of a pulsating star (HD 159492; A7V; v sin i = 60 km s−1).

3. Results

Given the variability criteria described above, 108 stars out of
170 are found to be variable in RV, and 62 are found to be con-
stant in RV within our precision limits. Table 1 provides relevant
measurements on these targets: RV amplitudes and uncertainties,
bisector velocity-span rms and uncertainties.

3.1. Variability classification

3.1.1. Stellar binaries

Twenty stars are identified as binaries or candidate binaries with
the criteria given in the previous section. More precisely:

– 4 binaries are found on the basis of the χ2 criterium, namely
HD 99453, HD 209819, HD 2885 (Fig. 2), HD 142629.

– 6 stars show mostly flat bisector velocity span in a (RV;
bisector velocity span) diagram: HD 11262, HD 68456,
HD 41742, HD 116568, HD 216627, HD 54834. Their
RV amplitude varies between 1600 and 9200 m s−1.

– 4 stars have composite, flat+vertical bisector velocity span in
a (RV; bisector velocity span) diagram, together with a total
RV amplitude dominated by the binarity effect. These pulsat-
ing binaries are: HD 220729, HD 12311, HD 19545 (Fig. 4),
and HD 112934.

– Finally, 6 stars are classified as probable binaries solely on
the basis of their RV variations: HD 158352, HD 177756,
HD 158094, HD 2834, HD 200761 (Fig. 6), HD 116160.

These stars are flagged in Table 1, and an indication of the crite-
ria used to identify them as binaries or possible binaries is also
given. No attempt was made to further characterize the stellar
companion once the binary status was established, and no more
data were recorded on the objects. Their RV variations are given
in Fig. 9.
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Fig. 9. Radial velocity curves of the identified or strong candidates or probable binaries (see text).

Notes follow on some individual binaries (and potential
binaries):

– HD 11262 is associated to a ROSAT source by Suchkov et al.
(2003).

– HD 54834: Koen & Eyer (2002) reported this star as a pho-
tometric Hipparcos variable at a level of 0.0046 mag and
with a frequency of 0.802 day−1. Our data do not either con-
firm or deny this frequency (not enough points, sampling not
adapted).

– HD 68456 (Fig. 3) was not reported as binary in the
Hipparcos catalog from the photometric and astrometric
points of view; it is classified by Adelman (2001) as one of
the least variable Hipparcos stars. Goldin & Makarov (2007),
however, provide an orbital solution to fit the Hipparcos as-
trometric data. The period found is 483 ± 20 days, a0 =

9.6+2.6
−1.2 mas, eccentricity= 0.12+0.25

−0.15, inclination = 131 ± 16◦,

ω = 103+72
−68
◦ and Ω = 171+164

−83
◦. When fixing the period and

eccentricity proposed by these authors, we tried to find a fit
to our RV data. They happen to provide good fits assuming a
mass of ≃100MJup for the companion.

– HD 99453: Baade & Kjeldsen (1997) questioned the previ-
ously suggested SB2 status of this object on the basis of their
data; we do confirm the SB2 status for this star.

– HD 112934 (A9V; v sin i = 70 km s−1): using Hipparcos pho-
tometry, Handler (1999) reports this star as a new possible
γDoradus candidate but with a “weak complicated signal”,
associated to a 0.8-day period, and deCat et al. (2006) did
not find clear line-profile variations in their CORALIE data.
From our data, the star is both pulsating and a member of
a binary system, which makes the line-profile variations in-
deed more complicated than for pulsating stars. Our limited
number of data does not permit the high-frequency period to
be characterized.
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– HD 116160 was reported as an astrometric binary with ac-
celerating proper motion by Makarov & Kaplan (2005).

– HD 116568 was classified as one of the least variable stars
with Hipparcos by Adelman (2001). Baade & Kjeldsen
(1997) report no variations in their ±0.5 km s−1 spectro-
scopic survey. The present data show that this star is a binary
with an amplitude of at least 2750 m s−1. It is also reported
as an unresolved Hipparcos problem star by Masson et al.
(1999) and associated to a ROSAT source by Suchkov et al.
(2003).

– HD 142629 is an astrometric Hipparcos binary. It was also
recently reported for the first time as a spectroscopic binary
by Antonello et al. (2006).

– HD 158352 was classified as a possible Herbig AeBe star by
The et al. (1994). Corporon & Lagrange (1999) did not find
variations to a 5−10 km s−1 level in a survey of RV variations
among Herbig AeBe stars. This star was reported as being
surrounded by a dusty disk by Oudmaijer et al. (1992), and
Moor et al. (2006) give an age of 750 ± 150 Myr for the
system.

– HD 177756 was classified as a possible λBootis star, as well
as a possible SB (Farragiana et al. 2004; Gerbaldi et al.
2003). It is reported as one of the Hipparcos least variable
stars (Adelman 2001).

– HD 200761 was reported as one of the Hipparcos least vari-
able stars (Adelman 2001).

– HD 209819 was also reported as one of the Hipparcos least
variable stars (Adelman 2001).

– HD 220729 is associated to a ROSAT source by Suchkov
et al. (2003).

3.1.2. Stars with planets

One star, HD60532 (F6IV–V; B−V = 0.52) clearly reveals low-
amplitude RV variations and a flat bisector velocity span dia-
gram at the same time, indicative of two Jupiter mass compan-
ions with a high confidence level. This star and the results of
the fits of the RV curve is presented in Desort et al. (2008).
Interestingly, in the frame of the present paper, the periods of the
detected planets are long (≥100 days); hence, we get at least 1%
of F stars with long-period planets in our sample. This is much
less than the predicted rate of≃10% for 1.5 M⊙ stars by Kennedy
& Kenyon (2008); however, we are yet not sensitive to all ranges
of masses and periods as shown in the last section.

3.1.3. Single stars: intrinsic variability

We report in Table 1 the RV rms values obtained for each
star, together with the associated uncertainties. For all the stars
except those identified as binaries, Fig. 10 provides the mea-
sured RV rms as a function of their B − V , the ratio RV
rms/uncertainties (E/I) as a function of their B − V as well, and
the (B − V; v sin i) diagram for the same objects. In the plots we
have distinguished the 88 stars that are found to be variable ac-
cording to the criteria defined above and those 62 found to be
constant according to the same criteria.

The E/I ratio varies between 1.5 and a few tens. It is relatively
less for stars with small B − V than for those with larger B − V .
More quantitatively, the median value for this ratio computed on
variable stars is 2.7 (resp. 4.4 and 5.2) for stars with B − V ≤
0.2 (resp. 0.2 ≤ B − V ≤ 0.4 and B − V ≥ 0.4). Hence we detect
more variable stars among stars with large B − V than stars with
smaller B−V . We see, moreover, that the uncertainties generally
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Fig. 10. Top: RV rms measured for all stars but binaries with more
than 6 spectra available as a function of B − V . Middle: Ratio
RV rms/uncertainty for the same stars. Bottom: (B − V ; v sin i) diagram
for the same stars. Losanges indicate RV variable stars and squares in-
dicate RV constant stars.

increase with decreasing B − V . These results are not surprising
and illustrate that it is more difficult to identify variable stars
when they have large uncertainties. In the frame of this study, it
is important to keep in mind that our ability to detect variability
generally decreases with decreasing B − V .

The uncertainties increase with increasing v sin i. We could
actually verify that the uncertainties vary as v sin i with a (v sin i)α

law where α = 1.5 ± 0.1, as predicted in Galland et al. (2005a).
The percentage of variable stars depends on B−V in the follow-
ing way:

– Most (85%) of the 58 stars with B − V greater than
0.4 are found to be variable and the RV uncertainty is
2 m s−1(median value). Even more, 90% of the 46 stars
with B − V over 0.45, i.e., well beyond the instability
strip, are found to be variable and their uncertainty is
1.4 m s−1(median value). We conclude then that at a level of
precision of 2 m s−1or less, most of the stars with B−V larger
than 0.4 are RV variable.

– Among the stars with B − V between 0.2 and 0.4, we found
few variable stars, but this is due to a selection effect after
known δ Scuti and γDoradus stars were removed from our
sample (see above).

– Only 36% of the 73 stars with B − V less than 0.2 are found
to be variable. The percentage of variable decreases to 20%
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Table 2. Median values of RV rms and RV uncertainties for stars with more than 6 spectra (3 epochs) available.

B − V [−0.1; 0] [0; 0.1] [0.1; 0.2] [0.2; 0.3] [0.3; 0.4] [0.4; 0.5] [0.5; 0.6]
Number of stars 7 31 32 16 17 30 17
Median RV rms (m s−1) 480 298 283 330 66 13 4
Median RV uncertainty (m s−1) 239 300 90 80 19 2 1.4
Median detection limit (P = 3 days) 10 5 4.5 5 0.8 0.17 0.05
Median detection limit (P = 10 days) 15 8 7 7 1.3 0.25 0.08
Median detection limit (P = 100 days) 31 17 15 16 2.8 0.55 0.17
Percentage (3 days) 71 71 94 100 100 100 100
Percentage (10 days) 43 68 78 88 88 100 100
Percentage (100 days) 28 42 44 37 60 100 100

if we consider the 40 stars with B − V under 0.1. For those
stars with B−V between 0.1 and 0.2, we get as many variable
stars as constant ones. The number of stars found to be con-
stant according to our criteria increases then with decreas-
ing B − V . However, we have seen that our ability to detect
variable stars decreases with decreasing B − V . More quan-
titatively, the median uncertainty in the case of “constant”
stars is ≃290 m s−1, whereas the median uncertainty in the
case of stars found to be variable is ≃80 m s−1. Furthermore,
the median uncertainty of constant stars is comparable to
the median value of the standard deviation of variable stars
(265 m s−1). We may then stipulate that, in fact, most of the
stars with B − V ≤ 0.2 are probably RV variable.

When the CCF and bisector velocity-span criteria apply (in fact,
whenever the bisector velocity span can be measured with a good
or acceptable quality), we may try to characterize the stellar vari-
ability further. We find that, as expected in such cases, most of
the variable stars with B− V under 0.3 show signs of pulsations,
whereas most of the variable stars with greater B−V show signs
of spots.

3.2. Variability of stellar origin and impact on planet
detectability

The “uncorrected” jitters, as given directly by the measured RV
rms are provided in Table 1 for each star, together with the as-
sociated uncertainties. We prefer not to use the jitters corrected
from the uncertainties, as sometimes done, as our main aim is to
evaluate the impact on planet detectabiliity rather than to make
stellar studies. Table 2 gives the computed median “uncorrected”
jitters per bins of B − V . Rows 7−9 give the median per bin of
B − V of the achievable detection limits deduced from the mea-
sured rms for each star, expressed in Jupiter mass. Three periods
are considered: 3, 10 and 100 days (see Sect. 3). We assumed
that the planet, supposedly on a circular orbit, is detectable if
the amplitude (2 × K) of the RV variations is larger than 3 ×
RV rms, where RV rms is the “uncorrected” jitter actually mea-
sured. We will come back later to a validation of this assumption.
Rows 7−9 give the percentage of stars for which the detection
limit, given the measured RV rms, fall in the planetary domain.

In Galland et al. (2005a) we showed that the detection limit
strongly depends on the star ST and its projected rotational-
velocity; more precisely, the detection limit increases with ear-
lier ST and/or larger v sin i. Thanks to the present data, we can in
addition address the question of the impact of the stellar jitter.

We give for each star in Table 3 the computed detectable
limits assuming 3-day, 10-day, and 100-day periods. Figure 11
shows the detection limits for all stars for a 3-day period. For
comparison, we also give the mass of the planet that would be
detectable if the star is not active/pulsating (hence has no jitter),
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Fig. 11. Achievable detection limits for all stars but binaries taking
their actual “uncorrected” jitter (losanges) or the measured uncertain-
ties (squares) into account, and assuming a planet on a circular 3-day
orbit.

and the limit would then be set by the uncertainty (hypothesis
2K = 3× uncertainty). The ratio of the two values is E/I. As
previously seen, this ratio is larger than 1.5 and may be quite
high; the impact of the jitter on the detectable masses is therefore
non negligible. Several comments can be made.

– The achievable limits fall into the planetary domain for a
large number of stars: more precisely, in 137 out of 150 stars,
i.e., 91%, the detection limit for a 3-day period falls within
the planetary domain. For the remaining, stars the limit falls
well within the BD domain with masses up to 54 MJup. When
considering a 10-day (resp. 100-day) period, we find that we
can reach the planetary mass domain for 124 stars, hence
83% (resp. 92 stars, hence 61%). For a 10-day period, the
limit for all remaining stars but one fall into the BD regime;
for the 100-day period, the limit for all remaining stars but
6 fall in the BD domain.

– As expected, the median of the detection limits generally im-
prove with increasing B − V , from 10 MJup for B − V be-
tween −0.1 and 0, to 5 MJup for B − V between 0 and 0.3, to
0.05 MJup for B−V between 0.5 and 0.6 (for a 3-day period)
(see Table 2). Noticeably, for stars with B−V ≥ 0.3, individ-
ual detection limits may be as low as 0.02 MJup and for stars
with B − V ≤, 0.3, individual detection limits may be as low
as 0.5 MJup. For a ten-day period, these numbers become re-
spectively: 15, 7 and 0.08 MJup; for a 100-day period, 31, 16,
and 0.17 MJup. Also, noticeably, the detection limits improve
steeply at B − V = 0.3.
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Table 3. Detection limits, either achievable or achieved with a 68.2% or a 99.7% probability in the present survey (see text); only those detection
limits less than 0.05 Jupiter mass are given with 2 digits.

HD Achievable Achieved Achieved Achievable Achieved Achieved Achievable Achieved Achieved
P = 3 days P = 3 days P = 3 days P = 10 days P = 10 days P = 10 days P = 100 days P = 100 days P = 100 days
(MJup) (MJup) (MJup) (MJup) (MJup) (MJup) (MJup) (MJup) (MJup)

P = 68.2% P = 99.7% P = 68.2% P = 99.7% P = 68.2% P = 99.7%
693 0.02 0.04 0.1
2696 4.7 7.0 15.0
2834
2884 13.8 16.8 36.0 20.4 22.4 27.1 44.4 100.0 100.0
2885
3003 2.7 3.2 6.3 4.1 5.8 12.5 8.8 25.6 100.0
4247 0.4 0.5 1.0 0.6 0.9 1.8 1.2 2.0 6.3
4293 1.4 1.5 1.7 2.0 3.9 49.3 4.4 6.5 33.8
7439 0.1 0.2 0.4
9672 3.1 4.6 9.9
11262
12311
13555 0.2 0.2 0.4 0.3 0.5 8.2 0.6 3.4 100.0
14943 2.3 2.2 2.4 3.4 3.5 4.7 7.3 8.4 10.8
15008 7.5 9.2 15.2 11.2 14.8 36.2 24.3 32.2 91.4
17848 5.5 6.2 7.3 8.1 10.5 21.8 17.5 25.7 100.0
18978 3.1 6.4 10.6 4.7 9.1 62.9 10.1 21.3 44.4
19107 2.4 3.5 7.6
19545
21882 6.1 9.1 19.5
25457 0.4 0.4 0.4 0.5 0.6 0.6 1.2 2.1 31.8
25490 1.4 2.1 4.6
29488 3.2 3.1 3.2 4.7 4.9 5.1 10.3 10.3 11.6
29875 5.8 8.6 18.6
29992 4.7 9.2 100.0 7.0 12.5 100.0 15.2 21.8 48.4
30652 0.2 0.2 0.2 0.3 0.3 0.4 0.6 0.9 2.1
30739 20.0 23.2 44.9 29.6 44.9 94.2 64.4 81.9 100.0
31746 0.2 0.3 0.3 0.4 0.4 0.5 0.8 1.1 2.4
32743 0.2 0.2 0.2 0.3 0.4 1.2 0.6 1.1 100.0
32977 1.3 1.3 2.1 1.9 2.0 2.8 4.1 5.4 14.1
33256 0.05 0.1 0.1 0.1 0.1 0.2 0.2 0.4 100.0
33262 0.2 0.2 0.3 0.3 0.5 1.2 0.7 1.0 1.8
37306 5.5 5.3 6.4 8.1 8.4 9.0 17.7 21.9 46.8
38393 0.1 0.1 0.1 0.1 0.1 0.1 0.2 0.2 0.2
38678 13.4 13.2 16.8 19.8 21.9 29.3 43.0 57.5 97.6
39014 8.2 8.3 10.1 12.1 14.7 22.1 26.4 27.1 27.9
39060 4.5 4.4 4.7 6.6 7.7 9.2 14.4 17.3 29.3
40136 0.1 0.2 0.2 0.2 0.3 0.6 0.5 0.5 0.6
41695 11.2 16.7 35.9
41742
43940 10.5 16.9 100.0 15.6 16.5 26.6 33.8 67.2 100.0
46089 16.5 24.6 53.0
49095 0.04 0.04 0.04 0.1 0.1 0.1 0.1 0.2 0.3
49933 0.4 0.6 1.2
50445 1.1 1.1 1.5 1.6 1.8 2.1 3.5 3.7 4.1
54834
56537 3.3 3.9 5.3 4.9 5.9 7.8 10.6 14.8 29.5
59984 0.05 0.1 0.3 0.1 0.1 3.5 0.1 0.3 100.0
60532 0.4 0.4 0.4 0.6 0.6 0.7 1.3 1.4 1.9
60584 0.3 0.3 0.4 0.5 0.6 0.8 1.0 1.9 4.0
63847 11.8 11.9 12.8 17.4 23.0 51.7 37.8 49.2 88.1
66664 11.4 11.6 16.1 16.9 19.8 25.6 36.6 75.4 100.0
68146 0.1 0.1 0.1 0.1 0.1 0.1 0.2 0.2 0.2
68456
71155 10.5 10.5 11.4 15.6 17.4 21.0 33.9 53.0 100.0
73262 22.0 32.8 70.7
74591 2.8 2.9 3.1 4.1 4.4 4.8 8.9 14.1 34.0
74873 26.0 38.8 83.5
75171 4.4 6.6 14.1
76653 0.2 0.2 0.3 0.3 0.3 0.8 0.6 1.0 1.6
77370 0.5 0.6 0.7 0.8 1.1 2.8 1.7 2.2 5.2
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Table 3. continued.

HD Achievable Achieved Achieved Achievable Achieved Achieved Achievable Achieved Achieved
P = 3 days P = 3 days P = 3 days P = 10 days P = 10 days P = 10 days P = 100 days P = 100 days P = 100 days
(MJup) (MJup) (MJup) (MJup) (MJup) (MJup) (MJup) (MJup) (MJup)

P = 68.2% P = 99.7% P = 68.2% P = 99.7% P = 68.2% P = 99.7%
82165 8.7 18.7 100.0 12.9 14.5 17.6 27.9 71.1 100.0
83446 4.6 6.0 16.3 6.8 6.8 7.6 14.8 20.1 48.1
88955 2.3 2.3 2.3 3.4 4.9 10.0 7.4 18.8 100.0
89328 5.0 5.2 6.3 7.4 10.2 39.9 16.0 18.8 32.5
90132 6.7 11.4 100.0 10.0 18.7 100.0 21.6 71.1 100.0
91324 0.04 0.05 0.1 0.1 0.1 0.1 0.1 0.2 0.5
91889 0.1 0.1 0.1 0.1 0.1 0.3 0.2 0.2 0.4
93372 0.1 0.1 0.2 0.1 0.1 0.8 0.2 0.2 0.2
94388 0.2 0.2 0.2 0.3 0.6 1.6 0.7 1.7 100.0
96819 8.4 12.5 27.0
97244 1.4 1.6 2.2 2.0 2.1 2.7 4.4 12.0 100.0
97603 5.6 8.0 32.8 8.3 11.1 20.0 18.1 41.2 100.0
99211 2.2 3.5 15.5 3.2 6.6 100.0 7.0 19.9 100.0
99453
100563 0.04 0.1 0.1
101198 0.5 0.5 0.6 0.8 0.9 1.7 1.7 2.6 20.3
102124 5.0 10.2 100.0 7.4 18.3 100.0 16.1 52.4 100.0
102647 2.1 2.1 2.6 3.1 3.3 4.2 6.7 18.1 100.0
104731 0.3 0.7 9.5 0.5 1.2 100.0 1.0 3.5 100.0
105850 3.6 4.0 6.3 5.3 8.5 100.0 11.6 29.2 100.0
106661 7.0 7.4 19.7 10.4 26.0 100.0 22.5 39.9 100.0
109085 0.3 0.3 0.4 0.4 0.6 6.1 1.0 1.1 2.1
109787 16.6 26.9 100.0 24.7 51.9 100.0 53.5 100.0 100.0
110411 16.4 18.4 21.4 24.3 34.0 54.0 52.8 100.0 100.0
111998 0.5 0.6 0.9 0.8 1.3 8.7 1.7 2.0 3.1
112934
114642 0.7 0.8 2.0 1.0 1.3 1.7 2.1 35.5 100.0
115892 1.1 1.2 1.8 1.7 2.3 3.8 3.7 67.6 100.0
116160
116568
118098 7.2 6.7 7.8 10.7 11.6 18.3 23.1 65.4 100.0
124850 0.5 0.6 0.9 0.8 1.0 1.8 1.6 30.2 100.0
125276 0.02 0.03 0.7 0.02 0.03 0.1 0.1 0.1 100.0
126248 10.8 12.0 14.4 16.0 17.3 22.4 34.7 87.7 100.0
128020 0.02 0.03 0.03 0.05 0.1 0.5 0.1 0.1 100.0
128167 0.3 0.3 0.5 0.4 0.5 0.9 1.0 14.4 100.0
128898 0.9 1.4 3.0
129422 7.7 11.5 24.7
129926 5.1 6.3 10.1 7.6 10.8 40.2 16.5 38.9 100.0
130109 26.6 39.8 85.6
132052 1.9 2.8 6.0
133469 0.2 0.3 0.7
135379 0.6 1.1 12.1 0.9 1.5 8.2 1.9 2.5 6.9
135559 8.4 8.4 9.2 12.5 13.0 15.9 27.0 70.8 100.0
138763 0.7 0.7 0.8 1.0 1.3 2.0 2.2 3.9 19.8
139211 0.04 0.04 0.05 0.1 0.1 1.7 0.1 0.2 100.0
141513 3.3 3.4 4.1 4.9 6.0 7.8 10.7 25.4 100.0
141851 10.0 15.0 32.3
142139 0.8 1.2 2.5
142629
145689 3.2 4.8 10.2
146514 11.0 16.5 35.4
146624 0.2 0.3 0.7
147449 1.0 1.0 1.1 1.4 1.5 2.0 3.1 6.1 57.2
153363 2.8 3.7 8.9 4.2 16.1 100.0 9.1 13.2 24.9
156751 6.8 10.2 22.0
158094
158352
159170 9.9 14.7 31.7
159492 1.7 3.4 100.0 2.6 3.8 18.3 5.6 10.7 100.0
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Table 3. continued.

HD Achievable Achieved Achieved Achievable Achieved Achieved Achievable Achieved Achieved
P = 3 days P = 3 days P = 3 days P = 10 days P = 10 days P = 10 days P = 100 days P = 100 days P = 100 days
(MJup) (MJup) (MJup) (MJup) (MJup) (MJup) (MJup) (MJup) (MJup)

P = 68.2% P = 99.7% P = 68.2% P = 99.7% P = 68.2% P = 99.7%
160613 1.7 2.6 5.6
161868 14.5 21.7 46.8
164259 0.9 1.2 2.4 1.4 2.0 3.6 3.0 4.2 8.2
167468 19.6 23.4 31.6 29.1 46.4 100.0 63.1 83.4 100.0
171834 0.3 0.4 0.5 0.5 0.5 0.7 1.0 2.2 100.0
172555 4.2 5.1 11.3 6.2 7.6 11.3 13.5 20.7 33.0
175638 3.3 3.8 4.7 4.8 5.9 8.0 10.5 17.8 38.3
175639 11.2 16.7 35.9
176638 41.2 61.6 132.7
177178 8.5 12.7 27.4
177724 54.0 80.7 173.9
177756
181296 32.7 40.0 76.3 48.4 49.3 68.7 105.2 100.0 100.0
184985 0.04 0.1 0.1 0.1 0.1 0.1 0.1 0.2 0.6
186543 2.5 2.6 3.3 3.6 4.2 6.9 7.9 12.3 43.9
187532 0.5 0.6 1.1 0.7 0.7 0.8 1.5 3.9 10.4
188228 2.6 3.2 6.7 3.9 5.7 72.4 8.5 10.0 17.6
189245 1.1 2.7 100.0 1.7 2.4 10.0 3.6 8.2 100.0
191862 0.04 0.1 0.1
196385 0.2 0.2 0.4 0.3 0.3 1.1 0.6 1.0 100.0
197692 0.4 0.4 0.5 0.6 0.7 0.7 1.3 9.4 100.0
198390 0.04 0.1 0.1
199254 3.2 4.7 7.0 4.7 4.9 4.9 10.2 16.9 100.0
199260 0.2 0.2 0.3 0.2 0.3 0.4 0.5 1.2 13.8
200761
202730 1.7 2.5 5.3
203608 0.02 0.02 0.03 0.03 0.04 0.1 0.1 0.2 100.0
205289 0.4 0.5 0.8 0.6 0.6 0.8 1.3 6.1 100.0
209819
210302 0.1 0.1 0.1 0.2 0.2 0.2 0.4 0.6 1.0
210418 5.7 7.0 13.6 8.4 11.9 38.7 18.2 21.4 28.8
210739 5.9 8.9 19.1
211976 0.1 0.1 100.0 0.1 0.1 0.2 0.2 0.3 100.0
212728 12.4 13.0 15.5 18.3 28.2 60.8 39.8 63.9 100.0
213398 0.8 1.4 8.5 1.2 1.7 5.9 2.6 3.9 9.4
213845 0.3 0.3 0.4 0.5 0.6 0.8 1.1 1.6 3.5
215789 4.6 3.5 100.0 6.8 4.7 7.1 14.8 3.4 100.0
216627
216956 0.9 3.6 100.0 1.3 3.2 8.1 2.9 10.0 100.0
219482 0.2 0.2 0.4 0.3 0.4 2.6 0.6 0.9 2.4
220729
222095 3.8 4.1 5.5 5.7 7.6 11.0 12.3 15.9 39.9
222368 0.04 0.05 0.1 0.1 0.1 0.1 0.1 0.1 0.2
222603 4.5 6.8 14.6
222661 7.3 10.9 23.5
223011 6.0 6.7 9.6 8.9 13.2 96.8 19.3 30.4 79.8
223352 32.9 49.1 105.8
223781 5.7 8.5 18.2
224392 6.0 8.9 19.2

– The “uncorrected” jitter varies a lot from one object to
the next; therefore, the general conclusion that the detec-
tion limits improves with increasing B − V may not apply
when considering individual objects. For instance, the two
stars HD 50445 (A3V; B − V = 0.18) and HD 63847 (A9V;
B − V = 0.3) have similar projected rotational-velocities
(v sin i ≃ 90 km s−1) and very different levels of activity, with
an RV rms of 66 m s−1 and 794 m s−1, respectively. When we
take this “uncorrected” jitter into account, the detection limit
is 1 MJup (P = 3 days) and 1.5 MJup (P = 10 days) around

the A3V star, whereas the detection limit is about 10 times
higher for the A9V star.

We conclude then that planets can indeed be found around a wide
range of stars with B − V greater than −0.1, even taking their
jitter into account. The achievable detection limit of such early
type stars cannot be predicted given only the star properties (ST,
v sin i), but requires data to be recorded data to estimate their
level of jitter.

We note that, of course, the measured “uncorrected” jitter
provides a reliable limit to planet detection only when this jitter
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is due to stellar activity in general and not to companions. Were
a companion present, its contribution to the RV variability would
have to be removed in order to estimate the impact of the stellar
activity.

4. Planet detection limits of the present survey

4.1. Estimation of the achieved detection limits

We now try to estimate the detection limits reached by the
present survey, taking the actual RV curve into account. For each
star, we then compute the detection limit (companion mass) as a
function of its period. To do so, we consider a planet with a given
mass and with a given period (the orbit is assumed to be circu-
lar). For any couple (mass; period) we generate a large number
of Keplerian orbits, assuming different times of passage at peri-
astron (T0). For each orbit, we compute the expected radial ve-
locities at the times of the actual observations. We add a noise
(random value between +− RV uncertainty), where RV uncertainty
is the uncertainty measured on the RV data. We then get a virtual
set of RVs, which takes the star properties into account (in par-
ticular, its ST and rotational velocity, through the uncertainties
and SN). We then compute the standard deviation of the virtual
RVs points. For a given (mass; period), the distribution of all the
standard deviations (corresponding to different T0) obtained is
Gaussian. We then compute the average value of the distribution
of the virtual standard deviations. We consider that a planet with
a given (mass; period) is detectable if the standard deviation of
the real RV values is less than the average value of the virtual
standard deviations. We determine the confidence level (or de-
tection probability) associated to such an orbit by comparing the
standard deviation of the virtual distribution with the difference
between the standard deviation of the real RV measurements and
the average value of the virtual standard deviations.

In practice, for a given object, we explored 200 periods in
the range 0.5 to 1000 days, and 100 planet masses in the range
(Mmin; 100 MJup) where Mmin corresponds to the achievable
mass given the measured uncertainty. For a given (mass; period),
we explored 1000 T0. We checked that increasing the number
of periods, planet masses, and/or initial T0 do not significantly
affect the results.

For each (mass; period) couple, we thus obtain a detection
probability. In a (mass; period) diagram, we can then identify
the domain where a planet with a given mass and period should
be detectable if present, with a given level of confidence. This
defines a domain in which we can exclude the presence of a
planet with a given level of confidence. We consider two lev-
els of confidence: 1σ (i.e., a 68.2% probability) and 3σ (i.e.,
99.7% probability).

4.2. Sensitivity of the survey and first constraints
on early type stars

The sensitivity of our survey is a consequence of the number
of data available and on the temporal sampling of the data. We
kept only those stars (107 objects) found to be either constant or
variable, for which we got more than 12 data points (6 epochs).
Also, given the data at hand, we limited the range of periods
investigated between 1 day and a few hundred days. We report
in Table 3 the achieved limits (68.2% and 99.7% probabilities)
obtained for each of the 107 stars considering three periods: 3,
10, and 100 days.

We also give in Fig. 12 examples of the detection limits
achieved (68.2% and 99.7% probabilities) as estimated with the

previously described simulations. We also plotted the achievable
detection limits taking the jitter into account, as defined in the
previous section, as well as the detection limits corresponding
to the measured uncertainties. We recall that the last two cases
(achievable limits) do not take the actual temporal sampling of
the data into account, conversely to the detection limits com-
puted with our virtual realizations.

When enough data are available, the actual detection lim-
its fall close to the achievable limits obtained assuming the
3 × RV rms threshold for the amplitude of RV variations, as
can be seen in Fig. 12. This justifies the choice of the thresh-
old adopted in the previous section to estimate the achievable
limits.

We sometimes endup with high detection limits that fall out-
side the investigated range of masses, i.e., ≥100 MJup when we
consider a period of 100 days, whereas the detection limits for a
3- or 10-day period are close to the achievable limits. This cor-
responds to cases where the temporal sampling is not adapted
to exploring such a long period (see for instance the case of
HD 33256, in Fig. 12). Sometimes, but much less frequently, the
detection limit for a 10-day fall outside the investigated range of
masses, whereas the detection limits for a 3-day period is close
to the achievable limit. In fact, our survey searches mostly for
short-period planets (typ. a few days). Ten to 100-day periods are
not always sampled often enough to get interesting results (espe-
cially on early-type stars) and ≥100-day periods are not properly
sampled to get interesting results. We therefore discuss only pe-
riods ≤100 days. Finally, one has to note that, in some cases, we
get a 99.7% probability detection limit out of the investigated
range, whereas the 68.2% limit falls well into the investigated
range. This happens generally when the number of data is the
lowest: 12 or 14.

To study the impact of B−V on the present results, we com-
puted the percentage of stars for which the achieved detection
limits (68.2% and 99.7% probabilities) fall in the planetary or
BD domains per bin of B−V , considering a 3-day, a 10-day, and
a 100-day period. We also computed the median of the achieved
detection limits (considering 68.2% and 99.7% probabilities) per
bin of B − V for such periods. The results are given in Table 4.
In order to allow comparison between the limits obtained with
these two probabilities and with the achievable ones, we consid-
ered only those stars for the computation of the median values
for which both the 68.2% and 99.7% probability detection limits
fall within the investigated range of masses. Finally, one has to
note that, for the earliest type stars, there are few objects per bin
is quite small, so one has to be very cautious with the associated
statistics. We can see that

– if we consider a 3-day period, the achieved limit at 1σ
(resp. 3σ) falls within the planetary domain for 90%
(resp. 81%) of the stars. This percentage is comparable to
the one found in Sect. 3. It increases from 75% (resp. 25%)
for the earliest type stars to 100% (resp. 100%) for stars with
B−V greater than 0.3. Also, the median of the achieved lim-
its at 1σ (resp. 3σ) decreases from 7 MJup (resp. 7 MJup) for
the earliest-type stars to 0.08 MJup (resp. 0.3 MJup) for the
latest-type stars. Moreover, the steep step seen in Sect. 3 in
the detectable masses at B − V = 0.3 is also clear.

– if we consider a 10-day period, the achieved limit at 1σ
(resp. 3) fall in the planetary domain for 82% (resp. 67%)
of the stars. This percentage increases from 50 (resp. 25)%
for the earliest type stars to 100% (resp. 100%) for stars
with B − V larger than 0.4, however, with an exception in
the [0.2; 0.3] range where it decreases back to 50%. Also,
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Fig. 12. Detection limits. X-axis: periods (days). Y-axis: detection limit (M/MJup). Curve: detection limits actually achieved in the present survey;
plain curves correspond to 99.7% detection probability, and broken curves to 68.2% probability. The RV data were averaged beforehand over one
day. Straight line: achievable detection limits assuming a 3× rms threshold for the planet amplitude. Line with crosses: achievable detection limits
assuming a 3× uncertainty threshold for the planet amplitude.

the median of the achieved limits at 1σ (resp. 3σ) decreases
from 12 MJup (resp. 24 MJup) for the earliest-type stars to 0.1
(resp. 0.7) for the latest-type stars, with however an excep-
tion in the range [0.2; 0.3] range as regards the 99.7% prob-
ability. Again the steep step is observed at B − V = 0.3.

– if we finally consider a 100-day period, the achieved limit
at 1σ (resp. 3σ) falls within the planetary domain for 54%
(resp. 35%) of the stars. We note that this percentage is
lower than the one obtained in Sect. 3, so we attribute
the discrepancy to the actual temporal sampling and the
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Table 4. Percentage of stars for which the achieved detection P = 68.2% or P = 99.7% limits fall in the planetary or BD/planet domains. Median
values of the achieved detection limits, expressed in Jupiter mass, per bin of B − V .

B − V [−0.1; 0] [0; 0.1] [0.1; 0.2] [0.2; 0.3] [0.3; 0.4] [0.4; 0.5] [0.5; 0.6]
number of stars (whole sample) 4 19 21 10 12 24 17
P = 3 days
Percentage of limits in the planet domain 75; 25 74; 47 95; 61 100; 60 100; 100 100; 100 100; 100
(P = 68.2%; P = 99.7%)
Percentage of limits in the BD/planet domain 100; 100 100; 100 100; 100 100; 100 100; 100 100; 100 100; 100
(P = 68.2%; P = 99.7%)
P = 10 days
Percentage of limits in the planet domain 50; 25 58; 42 80; 52 50; 30 92; 66 100; 100 100; 100
(P = 68.2%; P = 99.7%)
Percentage of limits in the BD/planet domain 100; 100 100; 52 100; 95 100; 64 100; 92 100; 92 100; 100
(P = 68.2%; P = 99.7%)
P = 100 days
Percentage of limits in the planet domain 25; 0 16; 10 28; 10 30; 10 58; 33 92; 55 94; 47
(P = 68.2%; P = 99.7%)
Percentage of limits in the BD/planet domain 75; 25 74; 83 95; 48 100; 40 100; 58 100; 59 100; 100
(P = 68.2%; P = 99.7%)
P = 3 days
Number of stars 4 17 17 8 11 22 17
Achieved detection limit (P = 68.2%) 6.9 5.3 5.1 3.2 0.5 0.25 0.08
Achieved detection limit (P = 99.7%) 6.9 12.1 7.3 6.3 1.0 0.3 0.3
Achievable detection limit 6.9 5.5 4.2 2.5 0.4 0.2 0.06
P = 10 days
Number of stars 4 14 20 7 11 22 17
Achieved detection limit (P = 68.2%) 11.7 8.0 7.2 4.4 0.9 0.4 0.1
Achieved detection limit (P = 99.7%) 24.0 11.8 10.2 17.4 2.0 0.8 0.7
Achievable detection limit 10.3 6.9 5.6 4.1 0.6 0.3 0.1
P = 100 days
Number of stars 1 6 11 5 8 13 12
Achieved detection limit (P = 68.2%) (10.0) 18.7 17.3 14.2 5.2 1.1 1.0
Achieved detection limit (P = 99.7%) (17.6) 34.4 32.9 33.8 20.4 2.4 1.9
Achievable detection limit (8.5) 15.0 10.5 8.9 3.0 0.8 0.6

relatively small amount of targets investigated yet. The me-
dian of the achieved limits at 1σ (resp. 3σ) decreases from
19 MJup (resp. 34 MJup) for stars with B − V ≥ 0.0 to 1 MJup
(resp. 1.9 MJup) for the latest-type stars. Again this steep step
is observed at B − V = 0.3.

Finally, we give the probability of not detecting planets of a
given mass and with a given period (3, 10, 200, 500 days) around
stars with a given spectral type and v sin i. The results are sum-
marized in Table 5. We see that as expected, for a given prob-
ability, the limits globally decrease with increasing B − V and
decreasing v sin i.

Obviously, the statistics provided by our survey are still poor
on early type stars, and still very limited on the latest type stars.
Concerning the latter, we note that, if we consider the 41 ob-
jects with B − V ≥ 0.4, i.e., well beyond the instability strip, we
find that less than 24% of stars host planets with masses equal to
0.5 MJup or more; less than 5% host planets with masses equal
to 1 MJup or more on a 3-day period. For a 10-day period, we
find that less than 42% host planets with masses ≥0.5 MJup, and
less than 20%) host planets with masses ≥1 MJup. The compari-
son between achieved and achievable detection limits shows that
there is still room to significantly improve those statistics (thanks
to new data points).

The present statistics certainly do not allow quantitative
comparisons with late type dwarfs, which have been surveyed by
several groups for more than 10 years, or with giant or subgiant
stars, because in that case of the lack of data for both massive
dwarfs and (sub-)giants.

Table 5. Detection limit for 50% and 90% for different periods.

ST, v sin i Period 50% 90% N-st.⋆

[days] [MJup] [MJup]
early A, v sin i ≤ 70 km s−1 3 1.2 – 2

10 1.7 – 2
200 4.7 – 2
500 6.4 – 2

early A, v sin i 70–130 km s−1 3 4.6 7.2 9
10 6.9 10.7 9

A, v sin i ≤ 70 km s−1 3 3.5 – 2
A, v sin i 70–130 km s−1 3 4.5 6.3 10

10 6.7 9.5 10
A, v sin i ≥ 130 km s−1 3 11.2 13
F, v sin i ≤ 15 km s−1 3 0.1 0.8 28

10 0.2 1.2 28
200 0.4 3.2 25
500 0.6 2.7 22

F, v sin i 15–60 km s−1 3 0.6 0.8 13
10 0.9 1.2 13
200 2.8 3.3 12
500 3.8 4.5 12

F, v sin i ≥ 60 km s−1 3 1.9 10.2 10
10 2.8 10
200 7.5 9
500 10.1 9

⋆ Number of stars considered to estimate these detection limits. Note:
only stars with more than 12 measurements (6 epochs) were considered,
binaries were excluded, and numbers outside the planetary mass domain
(>13 MJup) are not given.
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Concerning the presence or absence of hot Jupiters around
massive stars, we note that the planets found so far in our survey
are located at about 0.7 AU or more from a 1.4 M⊙ star. This sep-
aration corresponds to what is found for the closest planet around
giant stars. We have also recently detected a planet orbiting at
0.6 AU from a dwarf with a similar mass in the northern hemi-
sphere (Desort et al. 2009). Because of the still limited amount
of data available, it should not, however, be concluded that there
are no planets closer to massive dwarfs. We also recall that a
few short-period planets have been found around 1.4 M⊙ stars
through transits.

5. Conclusion

Based on the observation of a large number of A−F type
stars (170), we have been able to measure their jitters and, for
the first time, derive estimations of the detection limits that can
be expected on average on those stars with B − V in that range
[−0.1; 0.6] (once previously known δScuti and γDoradus stars
are removed) for 3 periods: 3, 10, and 100 days. We have shown
that, at the precision provided by HARPS, most of the stars are
variable in RV, and the impact of the RV jitter, due to either spots
or pulsations, is generally not negligible on planet detectability.
However, assuming that planets are detectable if the amplitude
of the induced RV variation is greater than 3×rms (this threshold
defines the achievable detection limits, which depends on the star
and the spectrograph used), we have shown that, even when tak-
ing into account the jitter, giant planets can still be found around
these stars in most cases. This is not only true for the stars with
B − V ≥ 0.3, for which we can find either short- or long-period
planets, with masses as low as 0.02 MJup (case of short period)
for the latest type stars, but also for dwarfs with B−V ≤ 0.3. For
such stars, short-period planets can still be found around those
with relatively low projected rotational velocity and low level of
activity, with masses down to 0.5 MJup (best case). This survey
has identified for the first time those stars that are best-suited to
further searches for planets around massive dwarfs.

We have also shown that, given the data available, the present
survey is sensitive to short-period planets (hot Jupiters) and
only partially sensitive to longer periods (up to 100 days). We
found in particular one 2-planet system with periods longer
than 100 days around one late-type star. Whenever possible
(107 stars), we computed the detection limits actually achieved
for each star and showed that when enough data are available,
the achieved detection limit is set by the 3 × rms threshold. We
indeed reached such limits for early-type, as well as for late-type
stars. We finally derived first estimates of the presence of short-
period planets around these A−F stars. We showed for instance
that fewer than 5% of the latest-type stars (B − V ≥ 0.4) host
P = 3 day-period planets with masses 1 MJup or more. Such
statistics are not constraining enough to allow interesting com-
parisons with later type stars or with model predictions, but as
soon as more data become available, the statistics can be im-
proved straightforwardy.

Finally, we note that to compute these detection limits, we
did not try to average out the spectra over timescales associated
to the frequencies of intrinsic stellar variations. This approach
would of course allow a significant decrease in the detectable
masses. As it would require lots of telescope time, it should
probably be kept for stars with the highest scientific interest.
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Chapitre 4. Recherche de planètes autour d’étoiles chaudes de la séquence principale —

Résultats

4.2.3 Article : Un système planétaire autour d’HD60532

Desort M., Lagrange A.-M., Galland F., Beust H., Udry S., Mayor M., Lo
Curto G., 2008, A&A, 491, 883, voir page 156
Desort M., Lagrange A.-M., Galland F., Beust H., Udry S., Mayor M., Lo
Curto G., 2009, A&A, 499, 623, Erratum, voir page 164

Au cours du relevé systématique dans l’hémisphère Sud avec le spectro-
graphe HARPS , nous avons détecté la présence d’un possible compagnon
à longue période autour de l’étoile HD60532 (F6IV–V, v sin i = 8 km s−1).
Au fur et à mesure des nouvelles observations, il était possible d’avoir une
idée de la période du compagnon, mais assez rapidement il s’est avéré qu’un
système à une seule planète ne permettrait pas d’expliquer de façon sa-
tisfaisante les mesures prises. L’ajout d’un deuxième compagnon à longue
période devenait nécessaire. Finalement, il aura fallu près de 800 jours pour
caractériser ces deux compagnons massifs (m sin i ≃ 1 et 2,5 MJup) sur des
orbites de 201 (e = 0,28) et 604 (e = 0,02) jours de période respectivement
(Fig. 4.2).

Avec une masse de 1,44M⊙, HD60532 est une des étoiles les plus mas-
sives de la séquence principale connue pour former un système planétaire.
C’est grâce à des étoiles de ce type que l’on va pouvoir déterminer la statis-
tique de l’existence des planètes autour des étoiles plus massives que le Soleil
et que l’on va pouvoir contraindre les scénarios de formation des systèmes
planétaires.

Ce système est particulièrement intéressant puisqu’il est en possible ré-
sonance. Cet aspect a été étudié pour l’article consacré à ce système (Desort
et al. 2008; 2009) et une étude théorique plus poussée est rapidement ve-
nue confirmer l’existence d’une résonance 3 : 1 entre les 2 planètes (Laskar
et Correia 2009). Il faudra tout de même poursuivre les observations de ce
système pendant une dizaine d’année pour pouvoir détecter observationnel-
lement cette résonance.
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ABSTRACT

Aims. In the framework of the search for extrasolar planets and brown dwarfs around early-type stars, we present the results obtained
for the F-type main-sequence star HD 60532 (F6V) with HARPS.
Methods. Using 147 spectra obtained with HARPS at La Silla on a time baseline of two years, we studied the radial velocities of this
star.
Results. HD 60532 radial velocities are periodically variable, and the variations have a Keplerian origin. This star is surrounded by
a planetary system of two planets with minimum masses of 1 and 2.5 MJup and orbital separations of 0.76 and 1.58 AU, respectively.
We also detect high-frequency, small-amplitude (10 m s−1 peak-to-peak) pulsations. Dynamical studies of the system point toward a
possible 3:1 mean-motion resonance that should be confirmed within the next decade.

Key words. techniques: radial velocities – stars: early-type – stars: planetary systems – stars: individual: HD 60532 –
stars: oscillations

1. Introduction

Radial-velocity (RV) surveys have lead to the detection of nearly
300 planets1 during the past decade. They mainly focus on solar
and late-type main-sequence (MS) stars (>∼F7) that exhibit nu-
merous lines with small rotational broadening. It is often thought
that planets around more massive MS stars are not accessi-
ble to radial-velocity techniques, as they present a small num-
ber of stellar lines, usually broadened and blended by stellar
rotation. However, we recently showed (Galland et al. 2005a,
Paper I) that with a new radial-velocity measurement method
that we developed, it is possible to detect planets even around
early A-type MS stars with high rotational velocities (typically
100 km s−1). Finding planets around such massive MS stars is
important, as this allows planetary formation and evolution pro-
cesses to be tested around a wide variety of stars, in terms of stel-
lar mass and time scales of evolution processes. This approach
is complementary with the one which intends to detect planets
around evolved intermediate-mass stars (e.g., Sato et al. 2005;

⋆ Appendix A is only available in electronic form at
http://www.aanda.org
⋆⋆ Based on observations collected at the European Organisation for
Astronomical Research in the Southern Hemisphere, Chile, ESO.
Program IDs 072.C-0488, 076.C-0279, 077.C-0295, 078.C-0209,
080.C-0664, 080.C-0712, 081.C-0774.

⋆⋆⋆ Table of radial velocities is only available in electronic form at the
CDS via anonymous ftp to
cdsarc.u-strasbg.fr (130.79.128.5) or via
http://cdsweb.u-strasbg.fr/cgi-bin/qcat?J/A+A/491/883
1 Jean Schneider, http://exoplanet.eu

Lovis & Mayor 2007). In this case, close-in planets have been
wiped out but the stellar variability is in principle less intense.

We performed a radial-velocity survey dedicated to the
search for extrasolar planets and brown dwarfs around a
volume-limited sample of A−F main-sequence stars with the
HARPS spectrograph (Mayor et al. 2003) installed on the
3.6-m ESO telescope at La Silla Observatory (Chile). We mon-
itored a sample of 185 MS stars with B − V ranging between
−0.1 and 0.6. From the measured RV jitter, we computed the
minimum detectable masses with HARPS, and showed that in
100 cases, planets with periods shorter than 100 days can be
detected, even around stars with early spectral types (down to
∼0.1 MJup at 100 days around slow-rotating late-F stars). Given
the data at hand, we also provided the achieved detection limits
on the individual targets (Lagrange et al. 2008).

In the course of this survey, we identified a few stars whose
RV variations could be attributed to planets. Most of these stars
are still being followed up on. We present here the detection of a
planetary system around one of these stars, HD 60532. Section 2
provides the stellar properties of this star, the measurement of the
radial velocities, and their relevance. We also present a Keplerian
solution associated to the presence of two planets. In Sect. 3 we
discuss the dynamical stability of the system.

2. Stellar characteristics and measurements

2.1. Stellar properties

HD 60532 (HIP 36795, HR 2906) is located at 25.7 pc from the
Sun (ESA 1997). Stellar parameters such as mass, age, metallic-
ity, rotational velocity, and effective temperature are taken from

Article published by EDP Sciences
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Table 1. HD 60532 stellar propertiesa.

Parameter HD 60532
Spectral type F6IV-V
v sin i [km s−1] 8
V 4.45
B − V 0.52
π [mas] 38.9 ± 0.7
Distance [pc] 25.7
MV 2.40
log R′HK −4.94
[Fe/H] −0.42
Teff [K] 6095
log g [cm s−2] −3.83
M1 [M⊙] 1.44+0.03

−0.1
Age [Gyr] 2.7 ± 0.1

a Photometric and astrometric data are extracted from the HIPPARCOS
catalogue (ESA 1997); spectroscopic data are from Nordström et al.
(2004).

Nordström et al. (2004), and the gravity is taken from Gray
et al. (2006). Those values are reported in Table 1. They agree
with a spectral type F6IV–V (F6IV in the Bright Star Catalogue,
Hoffleit et al. (1991), F6V in the HIPPARCOS catalogue (ESA
1997).

2.2. Radial-velocity measurements

Since February 2006, 147 high signal-to-noise ratio (S/N) spec-
tra have been acquired with HARPS, with a S/N equal to 310
on average. Each spectrum is formed by 72 spectral orders cov-
ering the spectral window (3800 Å, 6900 Å), with a resolution
R ≈ 115 000.

The radial velocities and associated uncertainties have been
measured with a dedicated tool (SAFIR) which uses the Fourier
interspectrum method described in Chelli (2000) and in Galland
et al. (2005a). The uncertainty is equal to 0.9 m s−1 on aver-
age, consistent with the value obtained from our simulations
(see Paper I), and includes photon noise, instrumental effects and
guiding errors (fixed at a upper limit of 0.5 m s−1).

Note: given the star spectral type, we could also derive the
RV from Gaussian adjustements to the CCFs (Cross-Correlation
Functions), using a mask with a G2 spectral type. The obtained
values are compatible within the error bars with the ones mea-
sured by SAFIR.

The amplitude of the radial-velocity variations (more
than 120 m s−1) as well as their standard deviation (σRV =

27 m s−1) are much larger than the uncertainties. We now show
that these variations are not due to line-profile variations and we
interpret them in terms of the presence of planetary companions.

The periodogram (Fig. 1) of the RVs indicates four main
periodicities in the data. Two of them (near 30 days) are
aliases of data (Fig. 1, bottom represents the alias generated
by our sampling frequency), whereas the other two (∼220 and
∼500−1000 days) are real periodicities of the RVs. This points
toward the existence of two companions in orbit with periods
close to those one.

2.3. A Keplerian origin to the main variations

In a (RV; bisector velocity span) diagram (Fig. 2), the bisector
velocity spans are spread mainly horizontally and are not corre-
lated with the RVs. This argues in favour of a planetary origin
to the variations rather than stellar activity (spots, pulsations).

Fig. 1. Periodogram of the RVs (top). Four main peaks are visible. The
two near 30 days are observation alias (bottom, periodogram of the ob-
servation epochs), the other two correspond roughly to periods of ∼220
and ∼500−1000 days. These periods are not well constrained because
of the limited phase coverage (our data span only over ∼900 days. The
middle panel shows the periodogram of the residuals to the final keple-
rian solution.

Fig. 2. Bisector velocity spans versus RVs. The bisector velocity
spans lie within ±15 m s−1 whereas the RVs vary over more than
120 m s−1 without correlation (see Sect. 2.3).

A spot origin can be rejected from several grounds: 1) given
the star v sin i, much higher than the instrumental resolution
(8 km s−1 compared to 3 km s−1), cool spots on the surface of the
star would induce a correlation between bisector velocity spans
and radial velocities (Desort et al. 2007), and the RV variations
would have a period similar to the one of the star’s rotational pe-
riod2, whereas they are actually much longer; 2) also, spots able

2 Here, the rotational period of the star Prot is lower than ∼7 days.



M. Desort et al.: Extrasolar planets and brown dwarfs around A–F type stars 885

Fig. 3. No emission in the Ca  K line for the HD 60532 spectra. This
is the average spectrum of all the spectra used after recentring by the
RV variations.

Fig. 4. Top: HARPS radial velocities and orbital solution for HD 60532,
the panel below shows the residuals to the fitted orbital solution. Middle
and bottom: phased fits on individual planets.

Table 2. Best orbital solution for HD 60532.

Parameter Planet b Planet c

P [days] 201.3 ± 0.6 604 ± 9
T0 [JD−2 450 000] 3987 ± 2 3723 ± 158
e 0.28 ± 0.03 0.02 ± 0.02
ω [deg] −8.1 ± 4.9 −209 ± 92
K [m s−1] 29.3 ± 1.4 46.4 ± 1.7
Nmeas 147 –
σO−C [m s−1] 4.4 –
reduced χ2 4.4 –

a1 sin i [10−3 AU] 0.52 2.6
f (m) [10−9 M⊙] 0.46 6.2
M1 [M⊙] 1.44 –
m2 sin i [MJup] 1.03 ± 0.05 2.46 ± 0.09
a [AU] 0.759 ± 0.001 1.58 ± 0.02

Fig. 5. (O−C; O−C bisector velocity span) diagram: the O−C bisector
velocity spans are not horizontally spread (Sect. 2.5).

to produce such amplitude of RV variations would induce de-
tectable photometric variations, whereas the photometry given
by HIPPARCOS (ESA 1997) is constant with a scatter of only
0.004 mag; 3) the star has a low level of activity (no emission in
the Ca  K line, Fig. 3, and low log R′HK)3.

2.4. Orbital parameters

The observed RV can clearly not be fitted by one companion.
The orbital parameters derived from the best two-companion
Keplerian solution (Fig. 4) are given in Table 2. The residuals
dispersion is 4 m s−1. A planetary system of two Jupiter-mass
planets on long-period orbits fits the data very well. Assuming
a primary mass of 1.44 M⊙, this leads to a system with a
2.5-MJup planet on a 604-day orbit and a 1.0-MJup planet on a
201-day orbit.

2.5. Interpretation of the residuals

The residuals to the possible orbital solutions show variations,
with standard deviation of 4.4 m s−1; we do not find any period-
icity in these variations. The amplitude of variations is the same
as the level of the small-amplitude variations seen in the line pro-
file. Also, in a (O−C; O−C bisector velocity span) diagram, the
O−C bisector velocity spans are not horizontally spread, which
shows that these remaining variations are not due to the presence
of a smaller-mass planet (Fig. 5). They are then probably due to
stellar intrinsic phenomena. We monitored the star continuously

3 See online section for a figure showing the bisectors of all the spectra
and for an example of an active, not young F6V star.
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Fig. 6. Orbital evolution over 100 yr of the semi-major axes (top) and eccentricities (bottom) for planets b (left) and c (right), under their mutual
perturbations, in a 3:1 resonance configuration, for an initial choice of Ωc −Ωb = 50◦.

for one hour (28 spectra) and measured RV variations with a
peak-to-peak amplitude of 9 m s−1. This corresponds to the ob-
served semi-amplitude of the residuals. Such high-frequency
variations argue for stellar pulsations and if we would like to
increase the measurement accuracy we would need to average
this effect. Finally, we could not find any periodicity associated
with the residuals.

3. Dynamical issues

The two orbital periods derived from the fit suggest a possible
3:1 mean-motion resonance between the two planets. Here we
investigate the dynamical behaviour of the system to possibly
distinguish between resonant and non-resonant configurations.
As we show below, the uncertainty on the semi-major axis val-
ues for planets b and c (mainly on Planet c, see Table 2) does
not permit us to state whether the planets are actually locked in
mean-motion resonance of just next to it.

The two planets are said to be in mean-motion resonance
when their orbital periods achieve a simple rational ratio. More
generally, they will be assumed to be locked in a p + q : p,
where p and q are integers. |q| is called the order of the reso-
nance, and denotes the number of stable conjunction positions.
In the 3:1 case, we have q = 2. The dynamics within a resonance
is usally described via the use of the following variable called
critical argument of the resonance:

σ =
p + q

q
λc −

p

q
λb −̟b, (1)

where λb and λc are the mean longitudes of the inner and the
outer planet, respectively, and where̟b is the longitude of peri-
astron of the inner planet (here the less massive one). Resonant
orbits are characterised by a libration of σ around an equilibrium
position σ0, while non-resonant orbit exhibit a circulation of σ.
In non-resonant configurations, the semi-major axes are nearly
secular invariants, due to independent phase averaging over both
orbits, while in resonant configurations, the σ libration induces
secular eccentricity and semi-major axis oscillations.

We integrate the 3-body system (star + 2 planets, assuming
sin i = 1) starting from the today fitted orbital solution, using the
symplectic N-body code SyMBA (Duncan et al. 1998). The use
of a powerful symplectic code allows us to adopt a large timestep
while remaining accurate. We adopt here a timestep of 0.025 yr,
i.e., a bit less than 1/20 of the lowest orbital period. This is a
standard prescription in the use of this code to ensure a relevant
accuracy. We also made tests using a ten times lower timestep to
check the validity of our integrations. From a dynamical point
of view the orbital solution as given in Table 2 is not complete.
The longitude of nodesΩb and Ωc are not constrained. Note that
thanks to rotational invariance, only the difference Ωc − Ωb is a
relevant parameter. It will be treated as a free parameter in our
integrations.

We first focus on resonant configurations. For this we assume
for the semi-major axes ab = 0.759 AU and ac = 1.57928 AU.
This choice for ac (within the error bar) ensures an exact reso-
nant configuration.

Figure 6 shows the orbital evolution over 100 yr of the two
planets in this configuration under their mutual perturbations, for
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Fig. 7. Evolution of the 3:1 critical argument σ over 1000 yr, in the same
condition as described in Fig. 6. We note the σ-libration characteristic
for resonant motion.

Fig. 8. Evolution of the semi-major axes of the two planets in the same
condition as described in Fig. 6, except that we assumedΩc−Ωb = 150◦.

a choice ofΩc−Ωb = 50◦. We note that both the semi-major axes
and the eccentricities exhibit a superimposition of two types of
variations: we first have a long-period oscillation with ∼70 yr
period, in addition to high frequency (1−2 yr periodicity), but
much smaller amplitude changes. The former oscillation is re-
lated to the resonant libration motion (see Fig. 7), while the lat-
ter is phased with the synodic motion of the two planets. It is
thus related to the mutual perturbations of the two bodies at con-
junction. The fact that this high-frequency term shows up here
is an indication for weak – but significant – chaos in the system.

Fig. 9. Evolution of the semi-major axis of Planet b and of the critical
angle σ for 3:1 resonance in the same conditions as described in Fig. 6,
but with ac = 1.57528 AU. This is a non-resonant configuration.

The integration was extended up to 108 yr. Over this time span,
the planetary system does not show any indication for instabil-
ity. The semi-major axes of the two planets oscillate between
0.748 AU and 0.767 AU for Planet b, and between 1.558 AU and
1.6 AU for Planet c. The eccentricity of Planet b oscillates be-
tween 0.13 and 0.32, and that of Planet c between 0 and 0.14.
Note that the present value of Planet c’s eccentricity is close to
the bottom of its actual variation range.

Figure 6 shows that, given the error bars listed in Table 2,
the secular evolution of the semi-major axis of Planet b should
be detectable within ∼10 yr from now. In fact, what is expected
to be detected is only the low-frequency secular variation. The
high-frequency oscillation remains below the error bar.

Now, we point out that Fig. 6 corresponds to Ωc −Ωb = 50◦.
Figure 8 shows the evolution of the semi-major axes in the same
conditions, but starting with Ωc − Ωb = 150◦. We still see the
same kind of oscillations, but phased differently. In Fig. 6, the
semi-major axis of Planet b increases in the first 10 years, while
in Fig. 8, it decreases.

Although the actual value of Ωc − Ωb is unknown, the de-
tection of semi-major axis evolution of Planet b within 10 years
should be considered as a strong indication of a resonant config-
uration. Figure 9 shows the evolution of the semi-major axis of
Planet b and of the critical angleσ for 3:1 resonance for an initial
choice of ac = 1.57528 AU. As can be seen from the evolution
(circulation) of σ, this configuration is non-resonant, while still
within the error bar of the orbital fit. Hence, from the orbital fit
itself, it is not possible to definitely state whether the two planets
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are actually locked in 3:1 resonance or not. From Fig. 9, we see
that in non-resonant configuration, the variations of the semi-
major axis of Planet b achieve a much smaller amplitude than
in the resonant case. This remains true for any choice of initial
non-resonant configuration. In fact, in that case, we only have
the high-frequency, small-amplitude oscillation. As expected in
non-resonant case, there is no secular evolution of the semi-
major axis, contrary to the resonant case. The net consequence
of this is that, given the error bars of the fit, no semi-major axis
variation for Planet b should be detected within 10 years in the
non-resonant case.

Our conclusions concerning this dynamical study are thus
the following:

– given the error bars of the fit, it is not possible to definitely
state the planets are actually locked in mean-motion resonant
or not;

– the two-planet system is dynamically stable although signif-
icantly chaotic;

– although it is impossible to predict the variation sense due to
unconstrainedΩc−Ωb, any detection of variation in the semi-
major axis of Planet b within 10 years from now should be a
strong indication for a resonant configuration. Further mon-
itoring of this system should therefore be initiated to detect
this possible variation.

4. Concluding remarks

We have shown that HD 60532, an F6IV–V, 1.44 M⊙ star hosts
two planets with minimum masses of 1 and 2.5 MJup and or-
bital separations of 0.76 and 1.58 AU respectively, in a possible

3:1 resonance which needs to be confirmed within the next
10 years. Noticeably sofar, only one other multiple system
had been reported around a MS star more massive than
1.3 M⊙ (HD 169830; 1.4 M⊙). Note also that the low metallicity
of HD 60532 is not common for stars harbouring Jupiter-mass
planets; the relation between the star’s metallicity and the pres-
ence of massive planets has still to be investigated further.
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Fig. A.1. Bisectors of the CCFs.

Fig. A.2. Example of an active F6V star for which measured RVs (top)
are correlated to the bisector velocity spans (bottom).

Appendix A: Additional material

Figure A.1 presents the bisectors of the CCFs (which stands for
all the lines) for the spectra from which we measured the radial
velocities of HD 60532. It shows that spectra are mainly shifted,
with yet small line-profile variations superimposed to the shifts,
and thus that the radial velocities measured are not induced by
line-profile variations.

Figure A.2 shows an example of an active F6V star
(HD 30652, v sin i= 16 km s−1) that we observed during the same
survey, and for which RV measurements are correlated with line-
profile variations, indicating that they are are induced by a spot.
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ABSTRACT

The dynamical analysis in the original paper was erroneous due to a mismatch in the choice of angular parameters. The calculations
had been made by assuming a pole-on (sin i = 0) instead of an edge-on sin i = 1 orbit. In this framework, Ωc − Ωb is just the
mutual inclination between the orbital planes of the two planets. We also correct some stellar parameters given in the original paper
(log g = +3.83, [Fe/H]updated = −0.26).

Key words. techniques: radial velocities – stars: early-type – stars: planetary systems – stars: oscillations – individual: HD 60532 –
errata, addenda

In the original paper the calculations had been made by assum-
ing a pole-on (sin i = 0) instead of an edge-on (sin i = 1) orbit.
The dynamical study has been made again, but this time by as-
suming coplanarity of the orbits, hence Ωc = Ωb. The figures
are changed but the main conclusions remain. Over 108 yr, the
planetary system is chaotic but does not indicate any instabil-
ity. The semi-major axes of the two planets oscillate between
0.754 AU and 0.752 AU for planet b, and between 1.568 AU and
1.595 AU for planet c. The eccentricity of planet b oscillates be-
tween 0.118 and 0.3, and that of planet c between 0.015 and
0.141. As before, we show that, given the error bars, the secular
evolution of the semi-major axis of planet b should be detectable
within ∼10 years from now. This would constitute a strong indi-
cation of a resonant configuration. The sense of this variation
is not constrained, because of the error bar on the argument of
the planet c periastron. Figure 2 shows the secular evolution of
the semi-major axis of planet b (ab) in the same conditions as
above, but for an initial choice of ωc = −280◦ instead of −209◦.
The initial evolution sense is reversed compared to Fig. 1.

As in the initial calculations, the size of the error bars in
Table 2 does even not ensure that the orbital configuration is
actually resonant, but here again in non resonant configurations
(Fig. 4), the variations of the semi-major axis of planet b achieve
a much lower amplitude than in the resonant case.

Our basic conclusions are thus unchanged: i) the resonant
configuration cannot be stated, but it is probable; ii) the system is
significantly chaotic; iii) in a resonant configuration, we should
be able to detect semi-major axis variations in planet b’s motion
within ∼10 yrs.

Recently, a global analysis of this system by
Laskar & Correia (2009) confirmed the resonant status, us-
ing numerical integration and frequency analysis. In fact, non
resonant systems appear less stable than resonant ones of Gyr
timescales. This further indicates a resonant configuration.

We must also correct the log g of the star, which is +3.83.
And we can update the estimated metallicity, which is now−0.26
according to new calibrations of the data from Holmberg et al.
(2007), thus slightly more metallic than before. An estimation
from Gray et al. (2006) (from which we took the log g) gives
[Fe/H] = −0.05.
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Correia for pointing out the dynamical inconsistencies of the initial version of
the paper, and the referee for the stellar parameter corrections.
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Fig. 1. Orbital evolution over 100 yr of the semi-major axes (top) and eccentricities (bottom) for planets b (left) and c (right), under their mutual
perturbations, in a 3:1 resonance configuration.

Fig. 2. Evolution of semi-major axis if planet b in the same conditions
as in Fig. 1, but assuming an initial ωc = −280◦ instead of −209◦.

Fig. 3. Evolution of the 3:1 critical argument σ over 1000 yr, in the same
condition as described in Fig. 1. We note the σ-libration characteristic
for resonant motion.
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Fig. 4. Evolution of the semi-major axes of planet b and of the critical angle σ for 3:1 resonance in the same conditions as described in Fig. 1, but
with ac = 1.56 AU. This is a non-resonant configuration.
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4.2.4 Candidat en cours de suivi : Une planète géante à longue
période autour d’une étoile active à rotation rapide

Avec HARPS , malgré une base de temps et un échantillonnage temporel
encore limités, nous avons pu surveiller un nombre conséquent d’étoiles (170)
et parmi ces étoiles, outre la détection du système d’HD60532 (Sect. 4.2.3),
nous avons aussi poursuivi l’observation de quelques étoiles s’avérant les plus
intéressantes comme celle que je présente ici. Bien que son activité ait été
remarquée dès les premières observations, l’amplitude des vitesses induite
n’étant pas très élevée (∼ 50 m s−1), nous avons continué à l’observer afin
de chercher d’éventuels compagnons “un peu massifs” (≃ masse de Jupiter).
Après quelques séquences d’observations à court terme nous permettant
de mesurer la totalité de l’amplitude des variations induites par l’activité
(∼ 60 m s−1, Fig. 4.3), nous avons commencé à voir l’orbite du compagnon
se dessiner (Fig. 4.5). Malheureusement, la période étant a priori grande
(∼ 600–800 jours selon le périodogramme Fig. 4.4), une longue base de temps
de suivi est nécessaire pour reconstruire une orbite complète.

L’ajustement d’une orbite képlérienne à l’ensemble des données nous
permet de déduire les paramètres principaux de l’orbite du compagnon que
sont en particulier sa masse projetée m sin i et sa période P. L’ensemble
des paramètres accessibles par cet ajustement (Fig. 4.6) est résumé dans le
Tab. 4.1.

Cette étoile montre une fois de plus notre capacité à détecter des com-
pagnons planétaires autour des étoiles chaudes de la séquence principale
(c’est une étoile de type F5V, avec un v sin i à plus de 25 km s−1) grâce à
notre méthode de mesure des vitesses radiales. De plus, elle montre qu’il est
possible de détecter des compagnons autour d’étoiles actives, moyennant un
échantillonnage adapté afin de bien caractériser l’influence de l’activité et
de pouvoir faire ressortir le signal du compagnon.

4.3 Premiers résultats à partir des observations SO-

PHIE

4.3.1 L’instrument

SOPHIE , le successeur d’ELODIE , est un spectrographe similaire à HARPS
dans l’hémisphère nord (Fig. 4.7), il doit permettre la détection de planètes
de quelques masses terrestre grâce à une précision au niveau du m s−1.
Pour atteindre cette précision, avec une résolution maximum de 75 000 (un
mode haute efficacité avec R = 40 000 est disponible), la cuve scellée conte-
nant les éléments dispersifs du spectrographe est stabilisée en température
(σ = 0,01 C̊) et en pression (σ = 0,05 mbar).

Jusqu’à présent (mi-2009), pour différentes raisons instrumentales (ca-
méra de guidage, ancienne bonette SOPHIE , efficacité insuffisante du trans-
fert des charges du CCD), la précision à long terme est limitée à environ
7 m s−1 (1σ).

4.3.2 Performances

La figure 4.8 illustre les performances du spectrographe SOPHIE associé à
SAFIR pour l’échantillon précédemment décrit. On voit la grande variété
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Fig. 4.2 – Ajustement d’un modèle Képlerien à deux corps aux vitesses radiales
de HD60532. Deux planètes massives à longues périodes orbitent autour de cette
étoile (m sin i ≃ 1 et 2,5MJup, P = 201 et 604 jours respectivement).
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Fig. 4.3 – Vitesses radiales et BVS sur une courte période d’observation. L’effet
de l’activité est bien visible sous la forme d’une anti-corrélation entre la vitesse et
le BVS.
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Fig. 4.4 – Périodogramme de l’ensemble des vitesses radiales. Le maximum de
puissance se situe à longue période, la couverture incomplète d’une seule période
ne permet pas la localisation précise de la période.
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Fig. 4.5 – Vitesses radiales et BVS sur l’ensemble des observations. On retrouve
localement l’anti-corrélation entre vitesse et BVS, se superposant à l’effet de la
planète.



170
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Fig. 4.6 – Ajustement d’une orbite képlérienne aux données. Une planète massive
(m sin i ≃ 6MJup) sur une orbite d’environ 800 jours correspond bien aux mesures.

Paramètre Planète b

P [jours] 795 ± 8
T0 [JD−2450000] 4042 ± 7
e 0 (fixed)
ω [deg] 0
K [m s−1 ] 106 ± 5
Nmeas 69
σO−C [m s−1 ] 16.6
χ2 réduit 4.4

a1 sin i [10−3 AU] 7.8
f (m) [10−9 M⊙ ] 98.8
M1 [M⊙ ] 1.4
m sin i [MJup ] 6.06
a [AU] 1.88

Tab. 4.1 – Paramètres résultant de l’ajustement d’une orbite képlerienne aux don-
nées.
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Fig. 4.7 – Schéma du spectrographe SOPHIE.

des précisions atteignables selon le type spectral de l’étoile et sa vitesse
de rotation projetée (v sin i) (prédit dans Galland et al. (2005b)). Pour les
étoiles de types spectraux proches de celui du type solaire, et pour des v sin i
faibles, on atteint la même précision qu’avec la méthode des masques et on
est alors limité par le bruit de photon et la précision instrumentale. Pour des
types spectraux plus précoces et des v sin i plus élevés, la précision se dégrade
mais il est tout de même possible détecter des compagnons planétaires ou
naines brunes autour de certaines de ces étoiles.

Impact de la stratégie d’observation

La stratégie d’observation adoptée pour ce programme de recherche de com-
pagnons sub-stellaires autour des étoiles A–F de la séquence principale est
d’effectuer à chaque pointage deux spectres consécutifs (temps typique entre
les deux poses : 30 secondes de lecture du CCD). Ceci permet d’une part
d’obtenir la précision nécessaire (du point de vue du bruit de photon) pour
détecter des planètes peu massives autour des étoiles les plus tardives tout en
évitant la saturation du capteur CCD. D’autre part, l’écart de vitesse entre
les deux mesures donne directement une mesure de la précision associée à
chaque étoile (“bruit” stellaire à très haute fréquence).

La figure 4.9 donne pour chaque étoile observée avec SOPHIE l’écart
maximum entre 2 spectres consécutifs max(S2S) et l’incertitude moyenne
sur les spectres ǫrv (somme quadratique du bruit de photon et du bruit ins-
trumental). Les tirets représentent la limite max(S2S) = 2ǫrv pour laquelle
l’écart de vitesse entre deux spectres est plus grand que la barre d’erreur
moyenne à 1σ sur tous les spectres. La taille du symbole représente le B −V
de l’étoile, divisé en quatre intervalles ([−0.15, 0], ]0, 0.2], ]0.4, 0.6]). On peut
alors distinguer deux cas :



172
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Fig. 4.9 – Écart maximum entre 2 spectres consécutifs max(S2S) en fonction de
l’incertitude moyenne sur les spectres ǫrv (bruit de photon et bruit instrumental). La
taille du symbole représente le B − V de chaque étoile, séparé en quatre intervalles
([−0.15, 0], ]0, 0.2], ]0.4, 0.6]) de taille décroissante. Les tirets représentent la limite
max(S2S) = 2ǫrv pour laquelle l’écart de vitesse entre deux spectres est plus grand
que la barre d’erreur moyenne à 1σ sur tous les spectres.
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– max(S2S) < 2ǫrv, l’étoile est stable entre des spectres consécutifs, il
est alors possible d’atteindre une meilleure précision que ǫrv en fai-
sant la moyenne des vitesses des spectres consécutifs. Cependant, si
max(S2S) est inférieur à la précision instrumentale (ici de l’ordre de
7 m s−1 pour l’instant), il est inutile de faire deux spectres consécutifs
puisque l’incertitude sur la mesure sera dominée par le bruit instru-
mental et non par le bruit de photon.

– max(S2S) > 2ǫrv, l’étoile est variable à très haute fréquence. L’écart
de vitesse entre deux spectres consécutifs donne une mesure du jitter
à très haute fréquence.

4.3.3 Etoiles constantes, variabilité stellaire...

Statut des observations

Fin mai 2009, nous avions observé 176 des 324 étoiles de notre échantillon
initial. Après ces premières observations, il apparâıt que 55 d’entre-elles sont
des binaires spectroscopiques ou visuelles, 3 ne montrent pas de variations
de vitesse radiale sur l’intervalle de temps considéré (supérieur à 400 jours)
malgré un grand nombre de mesures. Trois sont fortement actives (A = 100–
200 m s−1) et 27 sont fortement pulsantes (A > 100 m s−1), pour celles-ci il
serait possible de faire un relevé avec une stratégie différente (cf. Sect. 3.6,
observations intenses) pour rechercher“plus profondément”des compagnons.
Ces 88 étoiles ne sont donc plus observées dans la suite de ce relevé systé-
matique. Deux cent sept étoiles sont encore observées ou à observer. Assez
peu d’étoiles ont suffisamment de mesures (Fig. 4.10) pour nous permettre
une étude statistique sur la présence de compagnons à différentes périodes
(< 100 jours notamment).
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Fig. 4.10 – Histogramme du nombre d’étoiles par nombre de mesures effectuées. En
pointillés, les étoiles qui ne sont plus suivies. En tirets, l’ensemble des étoiles qui
ne sont plus suivies ou sur le point de l’être.

La dispersion des vitesses radiales a été mesurée pour chaque étoile et un
histogramme représente le nombre d’étoile pour chaque intervalle (Fig. 4.11).
On remarque que peu d’étoiles sont constantes (premier intervalle entre 0
et 10 m s−1) et la dispersion des mesures est toujours supérieure à environ
6 m s−1. Les quelques étoiles à très grandes dispersions (∼ 104 ms−1) sont
principalement des étoiles binaires (voire des pulsantes dans quelques cas).



174
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Fig. 4.11 – Histogramme du nombre d’étoiles par intervalle de dispersion des vi-
tesses radiales. En pointillés, les étoiles qui ne sont plus suivies. En tirets, l’en-
semble des étoiles qui ne sont plus suivies ou sur le point de l’être.

La Figure 4.12 indique, pour chaque étoile observée, (gauche) la disper-
sion des mesures en fonction du B −V de l’étoile et (droite) le rapport entre
la dispersion des mesures et l’incertitude moyenne associée, ce rapport étant
une mesure de la variabilité des étoiles. Cette variabilité peut être induite
par la binarité de l’étoile (dérive ou spectroscopique), par des pulsations ou
de l’activité, par la présence de compagnons substellaires.
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Fig. 4.12 – Gauche : Pour chaque étoile, dispersion des mesures en fonction du
B − V. Droite : Rapport entre la dispersion des mesures et les incertitudes asso-
ciées à chaque étoile. Ceci indique les étoiles dont les variations de vitesses sont
significatives (σrv/ǫrv ' 2–3).

Parmi les 62 étoiles suivies montrant des variations significatives de vi-
tesse radiale, 48 n’ont pas encore été suffisamment observées (< 10 nuits
d’observation), et 14 sont toujours suivies, dont 7 sont particulièrement in-
téressantes.

Quelques cas typiques. Origine de la variabilité

Malgré un nombre de mesures encore limité, nous avons déjà quelques
étoiles considérées comme constantes (exemple Fig. 4.13 a), comme étoiles
actives (Fig. 4.13 b), comme étoiles pulsantes (Fig. 4.13 c), comme binaires
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(Fig. 4.13 d), comme étoiles à candidats compagnons (Fig. 4.13 e), et comme
des étoiles atypiques (Fig. 4.13 f ).
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Fig. 4.13 – Quelques exemples d’étoiles observées avec SOPHIE. (a) Constante,
(b) active, (c) pulsante, (d) binaire, (e) candidat compagnon, (f) étrange, selon
les critères exposés dans la section 3.6.

4.3.4 Quels types de compagnons détectés ?

La figure 4.14 présente les cas les plus intéressants détectés jusqu’alors ainsi
que quelques compagnons stellaires. À partir des observations réalisées, nous
avons détecté plusieurs étoiles binaires avec des périodes plus ou moins
longues, mais elles n’ont pas été caractérisées. Une fois l’origine des varia-
tions de vitesse identifiée comme étant la binarité de l’étoile, celle-ci n’était
plus observée. Pour certaines, une dérive est observée (période > 1000 jours,
exemples Fig. 4.14 b, f ), mais pour d’autres l’orbite commence à être réso-
lue et quelques mesures adéquatemment placées pourraient permettre de
contraindre la période et l’excentricité de l’orbite (Fig. 4.13 d et Fig. 4.14 g).

Parmi les possibles compagnons sub-stellaires en cours de suivi se trouve
une possible planète géante en orbite proche (∼40 jours, jupiter tiède) autour
d’une étoile de type spectral F7V (Sect. 4.3.6).

Pour les autres cas intéressants, il n’est pas encore possible de déterminer
les caractéristiques des compagnons du système. Parce que ce sont des étoiles
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Résultats

binaires et/ou actives, la confirmation de l’existence et la caractérisation
d’un compagnon sub-stellaire est délicate.

Dans le cas Fig. 4.14 b, la présence d’une dérive semble évidente. Il est
aussi assez aisé de montrer que l’étoile est active en regardant le graphe
du BVS en fonction de la vitesse sur une courte période de temps (quelques
jours) et en constatant une forte anti-corrélation (cf. Sect. 4.3.6). Cependant
il semble qu’il se superpose à ces signaux celui d’un compagnon planétaire à
longue période. La stratégie d’observation doit alors être spécifique à l’étoile
afin de faire ressortir au mieux ce signal planétaire (cf. Sect. 3.6.2). La pé-
riode du compagnon planétaire n’est donc pas encore bien caractérisée mais
le système semble très intéressant.

Il existe aussi quelques candidats pour lesquels on ne peut expliquer les
variations de vitesse radiale par de l’activité stellaire modulée par la période
de rotation de l’étoile ou par l’existence d’un seul compagnon. On serait alors
tenté de faire une recherche avec plusieurs compagnons mais ceci nécessite
nettement plus de mesures que pour un compagnon, notamment quand les
amplitudes induites par ces hypothétiques compagnons peuvent être proches
et de faibles amplitudes (Fig. 4.14 h, Lovis et al. 2006, Udry et al. 2007).

D’autres exemples sont un peu plus troublants et ne sont pour l’instant
pas compris. Les figures 4.13 f (θ Cygni, faisant par ailleurs l’objet d’un ar-
ticle présenté Sect. 4.3.7) et 4.14 e montrent des variations à longue période,
a priori imputables à l’existence d’un compagnon à longue période selon les
diagnostics utilisés de façon standard. Néanmoins, en analysant plus préci-
sément les données (mesures du BVS en fonction du temps ou en fonction
de la vitesse), il sort que la variation à longue période pourrait être d’origine
stellaire. Ces mesures des déformations des bissecteurs étant délicates et de
faibles amplitudes, il est difficile de certifier cette origine stellaire et un suivi
régulier à très long terme et éventuellement avec d’autres instruments (e.g.,
en photométrie) pourrait nous en dire plus.

4.3.5 Limites de détection

Le calcul des limites de détection pour chaque étoile nous permet de
connâıtre, pour chaque période orbitale, quelle est la masse limite détec-
table d’un compagnon avec les données acquises jusqu’alors. Il est effectué
en générant les vitesses correspondant à un grand nombre d’orbites Ké-
pleriennes supposées circulaires à différentes phases, pour un ensemble de
compagnons de différentes masses et périodes orbitales. Les vitesses radiales
sont calculées aux dates d’observations réelles de l’étoile et du bruit corres-
pondant à l’incertitude sur les mesures est ajouté. Pour chaque compagnon
(masse ; période), la dispersion des vitesses est calculée, ceci pour toutes les
phases de l’orbite. On extrait alors la valeur moyenne de ces dispersions et
on la compare à la dispersion des mesures réelles. Si cette valeur moyenne
est supérieure à la valeur réelle, on considère que le compagnon est détec-
table. On définit la probabilité de détection du compagnon en comparant
les dispersions des orbites simulées avec la différence entre la dispersion des
mesures réelles et la valeur moyenne des dispersions simulées.

Quelques exemples de limites de détection pour des étoiles SOPHIE sont
présentés sur la Fig. 4.15. Cependant, cette méthode fondée sur l’estimation
de la dispersion des mesures (σrv) prend alors en compte la dispersion des
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vitesses dues à un éventuel compagnon et la masse limite détectable est
bien supérieure à la masse de ce compagnon. Cette méthode est donc à
appliquer une fois que l’on considère ne pas avoir détecté de compagnon
afin de contraindre l’espace des paramètres explorés pour chaque étoile.

Une autre façon de calculer ces limites de détection afin de connâıtre la
masse limite détectable dans tous les cas consiste à prendre comme référence
non pas σrv mais l’amplitude des variations observées sur un intervalle de
temps donné, correspondant à une durée pendant laquelle la variation me-
surée ne peut pas être due à un compagnon. Pour une étoile où les variations
sur la nuit sont clairement dues à des pulsations, on peut prendre comme
critère Arv = 3ǫinn, où ǫinn = max(ǫrv) + Ainn, avec ǫrv l’incertitude sur
les mesures de la nuit et Ainn la semi-amplitude des variations sur la nuit.
S’il est probable qu’un compagnon courte période induise des variations non
négligeables sur l’espace d’une nuit, il est préférable d’utiliser plutôt comme
critère Arv = 3ǫs2s, où ǫs2s est similaire à ǫinn mais pour un intervalle de
temps inférieur à 1 heure. Ce type de limites de détection est représenté par
les droites en traitillés sur la figure 4.15.
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Fig. 4.15 – Quelques exemples de limites de détection, calculées avec le critère
Arv = 3σrv, pour des étoiles observées avec SOPHIE. La limite théorique en prenant
le critère Arv = ǫs2s est indiquée par la droite en traitillés.

4.3.6 Candidats en cours de suivi. Vers des étoiles précoces et ac-
tives

Une planète géante à longue période autour d’une étoile active

Voici un cas similaire à l’étoile précédente. De type spectral proche (F6V)
mais avec un v sin i plus faible (< 10 km s−1), cette étoile montre des varia-
tions de vitesse radiale intéressantes (Fig. 4.16). En effet, sur les 1000 jours
qu’ont duré les observations jusqu’à présent, on observe clairement un déca-
lage des spectres ayant pour origine la présence d’au moins un compagnon,
le graphe BVS-RV étant globalement plat.
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Fig. 4.16 – Vitesses radiales et BVS sur l’ensemble des observations.

En analysant les vitesses radiales sur une plus courte durée (de
JD−2454000 = 820 à 1060, Fig. 4.17), on visualise bien le signal d’un com-
pagnon planétaire à longue période (> 300 jours) sur lequel se superpose
un second signal à courte période. Il est pour l’instant difficile d’identifier
la longue période et donc la masse du compagnon, mais étant donnée l’am-
plitude mesurée elle se situera dans le domaine planétaire. Les mesures de
vitesses antérieures à cette période montrent qu’il est aussi possible qu’il
existe un autre compagnon à plus longue période sur lequel nous n’avons
aucune information.
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Fig. 4.17 – Vitesses radiales et BVS sur une période d’observation où le signal
planétaire est bien visible. L’activité se manifeste sous la forme d’une dispersion
des mesures autour de l’effet planétaire.

En ce qui concerne les variations du signal à courte période, il est clair
que celles-ci sont d’origine stellaire. Sur la Fig. 4.18 j’ai isolé une période
d’observation de 20 jours sur laquelle on observe des variations de vitesse
radiale. Le graphe BVS-RV montre sans ambigüıté que les vitesses mesurées
sont induites par des déformations des raies spectrales elles-mêmes produites
par le passage d’une tache à la surface de l’étoile.

Il n’est pas possible pour l’instant de caractériser le compagnon pla-
nétaire autour de cette étoile active. Il faudra encore environ une année
d’observation pour obtenir des paramètres orbitaux un minimum précis et
pour voir si l’on a affaire à un système possédant une ou plusieurs planètes
induisant un fort signal en vitesse.

Un Jupiter “tiède” autour d’une étoile de type F

Récemment, nous avons détecté des variations de la vitesse radiale d’une
étoile de type F7V (v sin i < 10 km s−1) de notre échantillon d’étoiles A–F
observées avec SOPHIE (Fig. 4.19). Ces variations indiquent pour l’instant
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Fig. 4.18 – Vitesses radiales et BVS sur une courte période d’observation. L’effet
de l’activité est bien visible sous la forme d’une anti-corrélation entre la vitesse et
le BVS.

une relativement courte période (∼ 40 jours) mais celle-ci n’a pas encore été
complétement couverte. L’origine de ces variations semble claire, puisque le
graphe BVS-RV se trouve plat alors que pour ce v sin i la présence de taches
impliquerait une anti-corrélation. On peut alors s’attendre à détecter une
planète d’environ 1,4 MJup en orbite à ∼ 40 jours de période autour de cette
étoile (Fig. 4.20).
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Fig. 4.19 – Vitesses radiales et BVS pour le candidat Jupiter “tiède” autour d’une
étoile F de notre échantillon SOPHIE.

Les prochaines semaines d’observations seront cruciales pour la confir-
mation et la caractérisation de ce candidat. Ce ne serait a priori pas une
planète dans un système d’un type nouveau mais elle s’ajouterait aux autres
planètes découvertes autour des étoiles de type F tardif, proches des étoiles
de type solaire. Cela permettrait d’enrichir le catalogue de ces étoiles afin
de préciser les propriétés statistiques de ces systèmes, et ceci dans le but
de contraindre les modèles de formations des planètes autour des étoiles
massives.

4.3.7 Article : Système planétaire ou phénomène stellaire pour
θ Cygni ?

Desort M., Lagrange A.-M., Galland F., Udry S., Montagnier G., et al.,
2009, A&A, sous presse, voir page 185

Parmi les étoiles observées pour cette recherche de compagnons autour
des étoiles chaudes de la séquence principale, θ Cygni est sans doute celle que
nous avons observé le plus et depuis le plus longtemps. C’est aussi celle qui
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Fig. 4.20 – Ajustement d’une orbite képlérienne aux données. Une planète massive
(m sin i ≃ 1.4MJup) sur une orbite de 41 jours correspond aux mesures encore peu
nombreuses.

nous a posé le plus de difficultés pour comprendre les variations de vitesse
radiale observées.

L’observation de cette étoile a commencé en 2003 avec ELODIE et les
premières mesures les variations de vitesse semblaient indiquer la présence
d’un compagnon en orbite autour de θ Cygni selon les critères utilisés jus-
qu’à présent (absence de corrélation sur le graphe BVS-RV). Nous avons
donc suivi cette étoile afin de caractériser le compagnon et son orbite. Au
moment du “decomissionning” d’ELODIE , nous avions un signal périodique
avec environ trois périodes assez bien couvertes (P ≃ 130 jours). Cependant,
il nous était impossible d’obtenir l’ajustement satisfaisant d’une orbite képlé-
rienne malgré une sélection drastique des mesures. Certains points sortaient
toujours fortement de l’orbite présumée. Nous avons donc essayé différents
ajustement à plusieurs compagnons, exploré la possibilité d’interactions gra-
vitationnelles entre les différents compagnons, mais aucune configuration ne
semblait pouvoir expliquer l’ensemble des données.

Dès fin 2005 nous avons découvert la présence d’un compagnon stellaire
(une étoile M) autour de θ Cygni grâce à des observations en imagerie avec
optique adaptative au CFHT. Nous avons alors exploré la possibilité que
ce compagnon pollue les spectres de θ Cygni ou ajoute une dérive sur les
vitesses radiales mais ceci ne pouvait toujours pas expliquer les données.

Avec l’installation de SOPHIE à l’OHP, nous avons poursuivi l’observa-
tion de cette étoile en spectroscopie. Après des observations pendant encore
4 périodes présumées nous ne pouvons toujours pas reproduire intégrale-
ment les mesures avec un système planétaire. Il semble de plus que la pé-
riode du signal des vitesses radiales varie lentement (pic du périodogramme
à ≃ 130 jours avec ELODIE et ≃ 150 jours avec SOPHIE ).

Une analyse des variations du bissecteur en fonction du temps semble
montrer que celui-ci subit de légères déformations avec une périodicité simi-
laire à la période du signal des vitesses radiales. Il n’est donc pas exclu que
ce que l’on observe ne soit pas dû à la présence d’un ou plusieurs compagnon
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mais plutôt à un phénomène d’activité à longue période (150 jours) jusqu’à
présent non connu pour ce type d’étoile.

Dans le cas d’une tache stellaire, pour une étoile ayant ce v sin i et avec un
spectrographe tel que SOPHIE , on s’attend à observer une anti-corrélation
entre le BVS et la vitesse radiale mesurée. La question est de savoir pourquoi
on n’observerait pas de (anti-)corrélation si ce n’est pas une tache mais un
autre phénomène stellaire qui provoque ces déformations des spectres et
donc ces vitesses radiales.

Des mesures interférométriques ont été effectuées par Denis Mourard et
Karine Perraut en Octobre 2008. Ces premières mesures semblent indiquer
un rayon de l’étoile (<1,2 R⊙) plutôt faible pour ce type d’étoile, puisque l’on
s’attendrai à un rayon >1,4 R⊙. De nouvelles mesures doivent être réalisées
en s’intéressant particulièrement à l’influence du diamètre de l’étoile ser-
vant de calibrateur. Un suivi régulier de cette étoile pourra éventuellement
confirmer le petit rayon de l’étoile ou montrer l’existence d’une variation de
celui-ci, peut-être corrélée avec les variations de vitesse radiale observées.

Note

La figure 4.21 illustre les résultats de la simulation de signaux périodiques
de même amplitude pour les vitesses et pour le BVS. On constate que selon
le déphasage que l’on introduit entre la vitesse et le BVS, il existe ou non
une corrélation.

Il est intéressant de regarder le résultat de cette simulation (Fig. 4.22)
aux instants d’observation de l’étoile et en reprenant la précision sur chaque
mesure. Les vitesses radiales de l’étoile sont générées à partir d’un signal
sinusöıdal d’amplitude et de période proche de ce que l’on observe ainsi que
d’une dérive. Le signal a priori périodique que l’on observe sur le BVS avec
une amplitude bien moindre est généré de la même façon. Avec la précision
actuelle sur les mesures, il n’est pas possible de distinguer sur le graphe
BVS-RV une boucle de faible hauteur. Si l’on ne regarde pas précisément
le BVS en fonction du temps et son périodogramme (ce qui n’est jamais
montré en pratique), on pense alors avoir affaire à un système planétaire
avec certitude.
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0, les deux signaux ne sont pas déphasés, ils sont parfaitement corrélés. En tirets (–
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ABSTRACT

Aims. In the framework of the search for extrasolar planets and brown dwarfs around early-type main-sequence stars, we present the
results obtained on the early F-type star θCygni.
Methods. ELODIE and SOPHIE at the Observatoire de Haute-Provence (OHP) were used to obtain 91 and 162 spectra, respectively.
Our dedicated radial-velocity measurement method was used to monitor the star’s radial velocities over five years. We also used
complementary, high angular resolution and high-contrast images taken with PUEO at the CFHT.
Results. We show that θCygni radial velocities are quasi-periodically variable, with a ≃150-day period. These variations are not due
to the ≃0.35-M⊙ stellar companion that we detected in imaging at more than 46 AU from the star.
The absence of correlation between the bisector velocity span variations and the radial velocity variations for this 7 km s−1 v sin i star,
as well as other criteria, indicate that the observed radial velocity variations do not stem from stellar spots. The observed amplitude of
the bisector velocity span variations also seems to rule out stellar pulsations. However, we observe a peak in the bisector velocity span
periodogram at the same period as the one found in the radial velocity periodogram, which indicates a probable link between these
radial velocity variations and the low-amplitude lineshape variations with a stellar origin. Long-period variations are not expected
from this type of star to our knowledge. If a stellar origin (hence of new type) were to be confirmed for these long-period radial
velocity variations, this would have several consequences on the search for planets around main-sequence stars, both in terms of
observational strategy and data analysis.
An alternative explanation for these variable radial velocities is the presence of at least one planet of a few Jupiter masses orbiting at
less than 1 AU; however, this planet alone does not explain all observed features, and the θCygni system is obviously more complex
than a planetary system with 1 or 2 planets.
Conclusions. The available data do not allow us to distinguish between these two possible origins. A vigourous follow-up in spec-
troscopy and photometry is needed to get a comprehensive view of the star intrinsic variability and/or its surrounding planetary
system.

Key words. techniques: radial velocities – stars: early-type – stars: planetary systems – stars: individual: θCygni

⋆ Based on observations made with the ELODIE and SOPHIE spec-
trographs at the Observatoire de Haute-Provence (CNRS, France) and
with the PUEO adaptive optics system at the Canada-France-Hawaii
Telescope (CFHT), which is operated by the National Research Council
of Canada, the Institut National des Sciences de l’Univers of the Centre
National de la Recherche Scientifique of France, and the University of
Hawaii.
⋆⋆ Tables of radial velocities are only available in electronic form at the
CDS via anonymous ftp to
cdsarc.u-strasbg.fr (130.79.128.5) or via
http://cdsweb.u-strasbg.fr/cgi-bin/qcat?J/A+A/506/1469

1. Introduction

Radial-velocity (RV) surveys have led to the detection of more
than 300 planets during the past decade1. These surveys mainly
focus on solar and later-type main-sequence (hereafter MS)
stars (>∼F7) that exhibit numerous lines with low rotational
broadening, making them ideal targets for classical velocime-
try. However, it is crucial to understand how planetary systems
form over a wide variety of parent stars and to know, in partic-
ular, if there is a correlation between (i) the planet masses and

1 A comprehensive list of known exoplanets is available at
http://exoplanet.eu.

Article published by EDP Sciences
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the parent star masses as predicted, for instance, by Kennedy &
Kenyon (2008), in order to constrain formation models such as
those from Ida & Lin (2005) (but also Boss 2006; and Laughlin
et al. 2004 for M dwarfs); and/or between (ii) the planet exis-
tence and the parent star masses. For massive stars, surveys of
subgiant/giant stars have started to provide first information on
planets at orbital distances typically greater than 0.7 AU (e.g.,
Johnson et al. 2006, 2007; Hatzes et al. 2005; Niedzielski et al.
2007; Lovis & Mayor 2007; Sato et al. 2008). Closer separations
have to be investigated by observing massive main-sequence
stars. In this framework, we have developed a tool dedicated to
searching for planets around early (A–F) type stars. The method
allowing measurement of the RV of rapid rotators is described
by Galland et al. (2005a, hereafter Paper I).

In 2005 we started two surveys dedicated to searching for
extrasolar planets and brown dwarfs around a volume-limited
sample of A–F main-sequence stars i) with the ELODIE fiber-
fed echelle spectrograph (Baranne et al. 1996) mounted on
the 1.93-m telescope at the Observatoire de Haute-Provence
(OHP, France) in the northern hemisphere; and ii) with the
HARPS spectrograph (Pepe et al. 2002) installed on the 3.6-m
ESO telescope at La Silla Observatory (Chile) in the south-
ern hemisphere. In 2006, the ELODIE spectrograph was re-
placed by SOPHIE (Bouchy et al. 2006). We detected a planet
around an F6V star with ELODIE (Galland et al. 2005b, Paper II)
and a brown dwarf around an A9V star (Galland et al. 2006b,
Paper IV), and with HARPS a two-planet system around an
F6IV–V star (Desort et al. 2008, Paper V). We also derived the
first statistics of planet existence around A–F stars thanks to our
HARPS survey (Lagrange et al. 2009, Paper VI).

We present and analyse in this paper the RV variations of
θCygni. Section 2 provides the stellar properties and the various
data obtained on this object. In Sect. 3, we discuss the origin of
the observed RV variations.

2. Stellar characteristics and measurements

The star θCygni (HD 185395, HIP 96441, HR 7469) is a M1 =

1.38 ± 0.05 M⊙ star, with an age estimated at 1.5+0.6
−0.7 Gyr

(Nordström et al. 2004), and located at 18.33 ± 0.05 pc from the
Sun (ESA 1997; van Leeuwen 2007). We took its rotational ve-
locity v sin i, effective temperature Teff , and surface gravity log g
from Erspamer & North (2003) and Gray et al. (2003) (values in
Table 1). We assumed a spectral type F4V, commonly attributed
to this star as, e.g., in the Bright Star Catalogue (Hoffleit et al.
1991) or in the HIPPARCOS catalogue (ESA 1997).

2.1. Spectroscopic data

2.1.1. Description of the data

Between 2003 and 2006, we recorded 91 high S/N spec-
tra of θCygni with ELODIE and, between November 2006
and December 2008, we recorded 162 spectra with SOPHIE.
The wavelength range is 3850−6800 Å for ELODIE and
3872−6943 Å for SOPHIE. Typical exposure times were 15 and
3 min for ELODIE and SOPHIE, respectively, leading to a S/N
of ∼200. The exposures were performed with simultaneous-
thorium spectra to follow and correct for the possible drift
of the instrument due to local temperature/pressure variations
(whose impact shows a standard deviation of 2.5 m s−1). With
SOPHIE we used the high-resolution (R ≈ 75 000) mode.

Table 1. θCygni stellar properties.

Parameter θCygni
Spectral type F4V
v sin i [km s−1] 7
V 4.49
B − V 0.395 ± 0.015
π [mas] 54.54 ± 0.15
Distance [pc] 18.33 ± 0.05
MV 3.14
[Fe/H] −0.08
Teff [K] 6745
log g 4.2
M1 [M⊙] 1.38 ± 0.05
Age [Gyr] 1.5+0.6

−0.7
ppm (α)† [mas yr−1] −8.15
ppm (δ)† [mas yr−1] −262.99

† The proper motion is affected from the orbital motion that we discuss
in Sect. 2.2.
Note: photometric and astrometric data from the HIPPARCOS cat-
alogue (ESA 1997; van Leeuwen 2007); spectroscopic data from
Nordström et al. (2004) and Erspamer & North (2003).

2.1.2. Radial velocity variations

The radial velocities (Fig. 1) were measured using a dedicated
tool (SAFIR) described in Paper I and based on the Fourier in-
terspectrum method developed in Chelli (2000). The uncertainty
associated with ELODIE data is 9 m s−1 on average, consistent
with the value obtained from our simulations (see Paper I). In
the case of SOPHIE data, the uncertainty is 5 m s−1 on average
(taking the photon noise and instrument stability into account).

As θCygni has a relatively low projected rotational-velocity
(v sin i= 7 km s−1), we could also measure the RV using a
Gaussian adjustement to the cross-correlation function (CCF).
The results obtained by the two different methods are found to
be consistent.

ELODIE and SOPHIE RV data show (Fig. 1) a quasi-periodic
signal with peak-to-peak amplitude of about 220 m s−1, much
larger than the uncertainties. A drift in the RV curve moreover
seems to be present over the whole data set, which could be
attributed to a stellar companion (Sect. 2.2). We finally note
that the amplitude of the RV variations could also be slightly
variable.

We used the CLEAN algorithm (Högbom 1974), applied to
Lomb-Scargle periodograms to derive the periodograms of the
radial velocities measured with both instruments (Fig. 2). This
algorithm removes the aliases associated with temporal sampling
of the data, and it deconvolves the window function iteratively
from the initial “dirty” periodogram to produce the resulting
cleaned periodogram.

In the case of ELODIE data, the periodogram shows one peak
at a period of 128±5 days. The uncertainty is evaluated with the
full width at half maximum of the highest peak. In the case of
SOPHIE data, the peak corresponds to a period of 158± 10 days.

2.1.3. Line profile variations

SOPHIE Lomb-Scargle periodograms of the BVSs and curva-
tures (defined as in Hatzes 1996) are presented in Fig. 3, to-
gether with false-alarm probabilities (FAP, Kürster et al. 1997).
In the case of the SOPHIE data, a peak is seen at approximately
140 days, i.e., not very different from the one measured in the
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Fig. 1. Radial velocities of θCygni obtained with ELODIE (left) and SOPHIE (right).

Fig. 2. ELODIE (top) and SOPHIE (bottom) CLEAN periodograms of
the radial velocities. On each data set, one peak is observed, either at
128 ± 5 days or at 158 ± 10 days, respectively.

SOPHIE RV variations. No peak is detected on the still noisier
ELODIE data.

Figure 4 presents the bisector velocity spans (BVSs) as a
function of RVs for ELODIE and SOPHIE spectra. The amplitude
of the BVS variations is quite small: 50 m s−1, much smaller than
the amplitude of the RV variations. No clear correlation is seem
between the BVS and RV variations. It shows that the spectra
are mainly shifted in radial velocity without significant changes
in the line shape.

2.1.4. Stellar jitter

Finally, to quantify its short-term variations, we monitored
θCygni for 1 h consecutively (as we did for HD 60532, Paper V).
High-frequency variations are due to stellar phenomena and pro-
duce a noise (jitter) that has to be taken into account in the anal-
ysis of longer period variations. In October 2008, 46 consecutive
spectra were then taken with SOPHIE under average observation
conditions (airmass below 1.2, S/N ≃ 160). The resulting RVs

and associated bisector velocity spans are presented in Fig. 5. It
appears that the short-term variations can account for an RV am-
plitude of ≃30 m s−1 (σrv = 6.4 m s−1) and that the total bisector
velocity span amplitude over the whole SOPHIE data (Fig. 4, bot-
tom) set can only be explained with those short-term variations.
In the following attempt to analyse the high-amplitude RV vari-
ations, we adopt increased RV uncertainties (at least ±6.4 m s−1,
fixed to that value) to take this stellar jitter into account.

2.2. Imaging data

We observed θCygni at high angular resolution and high contrast
with the adaptive-optics (AO) instrument PUEO (Rigaut et al.
1998) mounted on the 3.6-m Canada-France-Hawaii Telescope
(CFHT, USA). The near-infrared camera used, KIR (Doyon
et al. 1998), has a field of view of ∼35′′ × 35′′, with a scale
of ∼0.035′′ per pixel. We performed non saturated exposures, as
well as 30-s saturated ones, to investigate the vicinity of the star
at a deeper level. Special care was taken to ensure that the non
saturated exposures could be used as references for accurately
measuring the possible companions positions relative to the cen-
tral star and as references for measuring the photometric contrast
between the star and the possible companions.

The star θCygni was observed in June 2004,
September 2005, and November 2007. The log of obser-
vations is given in Table 2. A classical reduction was performed
using the software ECLIPSE (Devillard 1997). A candidate com-
panion (CC) is seen in non saturated images (see Fig. 6) with the
narrow bandwidth Fe  filter (λ0 = 1.644 µm, ∆λ = 0.015 µm).
A deconvolution algorithm using the method described in Véran
(1997) was applied to derive the contrast and angular separation
(ρ) between the star and the companion.

Figure 7 shows the relative positions of the CC between 2004
and 2007. Clearly, the CC is not a background star, but it is
bound to θCygni. Given the HIPPARCOS distance, 18.6 pc, we
derive a projected separation of 46.5 AU between the two ob-
jects, thus a minimum period of roughly 230 years, assuming
a circular orbit. Moreover, we see in Fig. 7 that the orbit of the
companion is – still very partially – resolved over a three-year
period of observation.

The measured contrast between θCygni and its companion
θCygni B is 4.6 ± 0.1 mag in H band; in the K band, the mea-
sured contrast is 4.5 ± 0.1 mag. Given the star’s apparent mag-
nitudes, provided by Skrutskie et al. (2006), and distance (see
above), we deduce H and K absolute magnitudes of 7.0 ± 0.1
and 6.7 ± 0.1 mag, respectively. Using the BCA98 evolutionary
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Fig. 3. ELODIE and SOPHIE Lomb-Scargle periodograms of the bi-
sector velocity spans (top 2 panels) and curvatures (bottom 2 panels)
with false alarm probabilities. On SOPHIE periodograms, the period of
158 ± 10 days is represented with vertical dashed lines (dotted for the
±10 range).

models (Baraffe et al. 1998), and assuming any age above
∼100 Myr, we deduce a mass m2 ≃ 0.35 M⊙ for the companion.
The evolutionary effects are negligible. Using the empirical re-
lation given by Delfosse et al. (2000) for MH ≃ 7, we find a
comparable mass m2 ≃ 0.33 M⊙ for the companion.

The source θCygni was classified as a double star
(Dommanget & Nys 1994). The Washington double star (WDS)
data (Hartkopf & Mason 2001) indicate a visual companion
detected several times since 1889, with a magnitude of ∼12,
i.e., comparable to the visual magnitude expected from a
0.35-M⊙ star at θCygni distance. The relative position of this

Fig. 4. Bisector velocity span versus RVs for ELODIE (top) and
SOPHIE (bottom) data, showing that there is no correlation between
line profiles and radial velocities. The dashed lines on SOPHIE data
show the minimum effect of short-term variations, see Sect. 2.1.4.

Table 2. Log of WDS observations between 1889 and 1968 followed
by the AO observations using PUEO at CFHT between June 2004 and
November 2007.

Date ρ θ Contrast Band
[′′] [◦] [mag]

1889.37 3.62 43.9
1892.38 3.79 47.0
1898.46 3.37 49.2
1898.63 3.71 46.9
1958.58 3.42 51.7
1968.72 2.92 59.9
2004-06-28 2.510 ± 0.021 67.37 ± 0.48 4.6 ± 0.1 Fe 
2007-11-16 2.369 ± 0.005 69.02 ± 0.11 4.6 ± 0.1 Fe 

In the case of WDS data the uncertainties are unknown.

object varied between 1892 and 1968 (see Table 2), and indicates
that this companion is bound to θCygni. The companion was not
detected by HIPPARCOS because the contrast with θCygni was
too high. It is reasonable to say that the WDS companion and
the one found with PUEO is the same. Then we can track its mo-
tion over more than a century (Fig. 8), but its orbit is still very
incomplete.

3. Origins of the observed RV variations

We investigate hereafter different possible origins for the
RV variations: stellar phenomenon (spots, pulsations) and plan-
ets. Beforehand, we estimate the possible impact of the stellar
companion on the spectroscopic data.



M. Desort et al.: Extrasolar planets and brown dwarfs around A–F type stars. VII. 1473

-40 -20 0 20 40

-20

-10

0

10

20

30

Radial Velocity [m s-1]

B
is

ec
to

r 
V

el
o
ci

ty
 S

p
an

 [
m

 s
-1

]

Fig. 5. Top: RVs for 1-h SOPHIE data. Bottom: bisector velocity spans
versus RVs for 1-h SOPHIE data.

Fig. 6. High contrast and angular resolution image acquired with the
adaptive optics system PUEO installed at CFHT: a companion is clearly
visible.

3.1. Impact of the stellar companion on the RV data

The star θCygni B could a priori play a role on the measured ra-
dial velocities in two ways. Firstly, given their separation (≃2′′)
and given the usual seeings and the entrance width of the op-
tical fiber, the spectra of the two stars are superimposed in
the ELODIE or SOPHIE data (fiber entrance of 2′′ and 3′′, re-
spectively). This could introduce a bias in the measurements.
However, the contrast of 4.6 mag in H band translates into
a contrast of 7.9 mag (a flux ratio of ∼1500) in the V band,
hence the negligible signal of the secondary in our spectra. We
expect a radial-velocity effect below 1 m s−1. If very active, it
could still produce a weak Hα signature superimposed on the

Fig. 7. Temporal evolution of the separation of the stellar companion of
θCygni with respect to the central star. Filled symbols represent the po-
sition of the stellar companion relative to the main star for the three AO
observations (filled circle: June 2004; filled square: September 2005;
filled triangle: November 2007), whereas empty symbols show the po-
sitions at the same dates in case of a background star. The curve shows
the path that would have followed the candidate companion if it was
a background star, taking the star proper- and parallactic-motion into
account.
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Fig. 8. Positions of the companion star with respect to the primary star
for more than one century. The star represents the primary θCygni, the
circles the WDS data (uncertainties are unknown), and the triangles our
AO data (uncertainties are smaller than the symbols).

θCygni Hα line. This does not affect our results, as this line is
not considered in the RV measurements.

With the classical cross-correlation technique, the potential
pollution of the spectrum by a stellar companion can be tested
using various masks. We therefore checked that the RV ampli-
tudes remain identical when using various masks. Also, the RVs
are identical if we use either the red part or the blue part of the
spectra to measure them. This confirms that the spectrum of the
companion has no impact on the measured radial velocities.

Secondly, the stellar companion of course induces radial ve-
locity variations in the primary. Given the companion proper-
ties and assuming the system seen edge-on, we estimate the
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Fig. 9. Possible drift induced by the stellar companion given the unpro-
jected true separation r to the primary star.

maximum drift possibly induced on the primary star by plotting
the acceleration projected on the line of sight z, with respect to
the true separation r (Fig. 9)

d2z

dt2
=

Gm2

r2
cos
[

arcsin
(ρ

r

)]

,

where G is the gravitational constant, m2 = 0.35 M⊙ the mass
of the secondary, and ρ = 46 AU the closest projected separa-
tion measured. We find a maximum drift of 12 m s−1 yr−1, which
would lead to a maximum drift of 60 m s−1 over 5 years. In fact,
a similar drift has to be included in our fit of the radial-velocity
curve (see Sect. 3.3). The star θCygni B could then explain such
a drift, but of course the observed periodic radial-velocity varia-
tions with an amplitude larger than 150 m s−1 are not explained
by the presence of this stellar companion.

3.2. Stellar phenomenon

3.2.1. Stellar spots

We saw in the previous section that there is no correlation be-
tween the star RV variations and the BVS variations. Given
the star’s projected rotational-velocity, the instrument resolution,
and according to the study presented in Desort et al. (2007), we
can definitely conclude that the observed RV variations are not
due to stellar spots. Indeed, were this the case, a correlation be-
tween the BVS and the RV would be observed. Typically, given
the star’s properties, one or more spots on an inclined star would
be needed to reproduce a periodic signal, and a linear correla-
tion coefficient ≃−0.5 between the bisector velocity spans and
the RVs. Given the observed RV amplitude, the amplitude of
the BVS would therefore be much higher than what is actually
observed.

Also, in such a case, one would expect significant photo-
metric variations. A single spot producing such an RV variation
would induce a photometric amplitude between 5 and 30 mmag,
depending mainly on the star inclination and the spot location
(Desort et al. 2007). The photometry given by HIPPARCOS (ESA
1997) is constant with a scatter of only 0.004 mag. We recog-
nize, however, that the HIPPARCOS data were not recorded si-
multaneously with the spectroscopic ones, so this photometric
argument is certainly weaker than the absence of correlation be-
tween RV and BVS variations. No clear emission in the core of
the Ca  lines is observed (see Fig. 10 for the Ca  K line) which
excludes a high level of activity.

We looked for possible long-term stellar variations using
classical Hα, β, γ indicators. Very faint Hα variations are de-
tected, but they are not correlated with the RV variations. As
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Fig. 10. No emission is observed in the Ca K line for the θCygni spec-
tra. This is the average spectrum of all the SOPHIE spectra used, after
recentring by the RV variations measured.

the Hα indexes are moreover quite sensitive to pollution by the
thorium lamp, we cannot attribute them to a stellar origin.

Finally, the stellar rotational period is less than 7 days ac-
cording to its v sin i and assuming a stellar radius typical for this
type of star, a spot or a set of spots cannot explain RV varia-
tions with periods of one hundred days or more. We can there-
fore safely conclude that spots are most probably not responsible
for the observed RV variations.

3.2.2. Granulation

Another source of variation could be the attenuation or suppres-
sion of the convective blueshift due to the presence of plages
(e.g., Deming & Plymate 1994; Marquez et al. 1996). The ex-
pected convective blueshift expected for θCygni would be in the
range 400−800 m s−1 depending on the line (see Gray 2009 for
a F5IV–V, which is the closest to θCygni in his sample). The
observed variations could then be due to a cyclic variation with
a plage filling factor varying between 0 and 30%, typically in or-
der to produce the 220 m s−1 variation. However, such a variation
of the convection properties should lead to a strong variation in
the bisectors and in the Ca  index, which is not the case.

3.2.3. Stellar pulsations

Generally, pulsations induce line-profile variations that strongly
affect the bisector velocity span (Paper VI). Besides, the
timescale of the observed radial-velocity variations (≥100 days)
is far larger than the ones of pulsations known for this type of
main-sequence stars. It is in fact more characteristic of giant
stars variability. Variability periods of a few days are observed in
the case of the pulsating γ Doradus stars (Mathias et al. 2004).
Moreover, if we integrate the RVs measured between a mini-
mum and a maximum of the amplitude for half a period, we end
up with a total displacement close to the stellar radius, which, if
even possible, would lead to detectable photometric variations.

It is therefore unlikely that classical pulsations are respon-
sible for the observed RV variations. However, the presence of
a peak at about 150 days in the BVS periodogram and in the
RV periodogram indicates that the period of the RV variations is
linked in some way to the low amplitude line shape variations.
Such a situation has never been reported to our knowledge and
is indeed quite puzzling. We cannot at this stage exclude that we
could be facing a new type of stellar variability, undetected so
far because of a lack of long-term, very-precise RV monitoring
of main-sequence stars.
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Fig. 11. ELODIE and SOPHIE radial velocities and orbital solution for
θCygni, with one planet (2.3 MJup at ∼0.6 AU, circular orbit) and a drift.
The residuals to the fitted orbital solution are displayed below.

3.3. Planet(s) around θCygni

The θCygni RV curve shows quasi-periodic variations with a pe-
riod of ∼130−150 days, together with a variable positive trend.
Moreover, the RV curve seems to be modulated in amplitude.
We now try to see whether these variations can be attributed to a
planet or a planetary system.

We first tried to fit the whole data set (with uncertainties
set to ±6.4 m s−1) assuming a single planet and allowing a drift.
We failed to correctly reproduce the observed RVs. Figure 11
shows an example of a fit with a planet on a circular orbit (plus
a drift). The planet that produces such an RV curve has a mass
of 2.3 MJup and is on a 0.6 AU circular orbit (Table 3). The algo-
rithm ends up with a period of 155 days hung on the SOPHIE data
set, but fails to properly fit the ELODIE data set, as if there was
period/phase change with time (clearly visible as structure in the
residuals near the range [3600−3800] days). The additional drift
needed is 16 m s−1 yr−1, slightly higher than the maximum value
that the binary companion would probably produce. We note that
a system that fails to fit satisfactorilly the whole set of data (taken
over more than 5 years) would allow the data to be fitted if they
were limited to one or two consecutive periods.

We then tried to simultaneously fit the whole set of data, as-
suming the presence of several planets and using a genetic algo-
rithm search. No stable solution was found. The only satisfac-
tory fits are achieved by unstable systems with orbits that cross
each other. We show an example in Fig. 12 of a fit obtained with
a two-companion plus drift model. The residuals are still very
high, the fit is not improved compared to the one-companion
plus drift model (residual rms 35 m s−1 versus 39 m s−1, and the
drift that we get is approximately the same: 17 m s−1 yr−1 ver-
sus 16 m s−1 yr−1). Moreover, these kinds of configurations with
massive planets on such close orbits are not dynamically stable.

The system is then obviously more complex than just con-
sisting of one, two, or even three planets plus a drift. We then
explored more exotic configurations:

– instead of harbouring one single planet, the system could
consist of a binary planet system orbiting the star, much like
the Pluto–Charo system, but with higher masses. However,
the radial-velocity signal generated by this configuration
would be very close to the one generated by a single planet

Table 3. ELODIE/SOPHIE best orbital solution for θCygni, consider-
ing one planet and a drift.

Parameter θCygni b

P [days] 154.5 ± 0.4
T0 [JD−2 450 000] 4016 ± 1
e 0 (fixed)
ω [deg] 0
K [m s−1] 70 ± 4
Nmeas 253
σO−C [m s−1] 38.7
reduced χ2 6.1

a1 sin i [10−3 AU] 0.99
f (m) [10−9 M⊙] 5.5
M1 [M⊙] 1.38
m2 sin i [MJup] 2.29
a [AU] 0.63

drift [m s−1 yr−1] 16 ± 4
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Fig. 12. ELODIE and SOPHIE radial velocities and orbital solution for
θCygni, with two planets (2.1 MJup at ∼0.6 AU and 0.8 MJup at ∼0.5 AU
on circular orbits) and a drift. The residuals to the fitted orbital solution
are displayed below.

having the total mass. The only departure from the pure
Keplerian system would be related to the secular perturba-
tions of the orbit due to the binary nature of the system. The
associated secular period would be at least several hundred
primary orbital periods, i.e., much longer than our observa-
tion time span; hence, we should mainly detect the primary
orbital signal with good accuracy;

– one could also think of 2 co-orbiting planets locked in
1:1 mean-motion resonance. Such a configuration has been
observed in the system of Saturn satellites. The two satel-
lites orbit Saturn on the same orbit. In the rotating frame,
they have synchronized horseshoe-like libration motions that
prevent them from colliding. The less massive one has the
largest amplitude motion (Yoder et al. 1983). The associated
libration period is here again a few hundred orbital periods
of the primaries. Over a shorter time span, the radial-velocity
signal of the whole system will mainly consist of the sum of
the individual signals of the two planets. If we assume that
the two planets have zero eccentricities, the radial velocity
signal will have the form A cos(nt) + B cos(nt + φ), where
n is the common mean motion of the two planets, A and B
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are amplitudes related to the masses of the planets, and φ
is a phase shift that depends on their current mutual con-
figuration. This can be rewritten as C cos(nt + ψ) where C
and ψ are new amplitudes and phases that depend on A, B,
and φ. This is equivalent to the signal generated by one single
planet. This remains true if the planets have small eccentrici-
ties, and if they have larger eccentricities, the mutual system
is not stable. Here again, the only departure from this sig-
nal will be the temporal variation of C and ψ that is related
to the mutual libration motion of the two bodies. Hence we
should not expect to see changes before several decades. The
signal detected over our observation timespan should not be
different from that of a single planet.

4. Concluding remarks

The radial velocities obtained with ELODIE and SOPHIE on
θCygni are quasi-periodically variable, with a ≃150 day period.
We investigated different possible origins to these RV variations,
either star or planet related.

Given knowledge today of stellar activity, using several crite-
ria as usual in this type of study, we are unable to attribute these
variations to the star itself (spots, pulsations); however, the peak
in the periodogram of the BVSs at ≃140 days, i.e., close to the
period of the RV variations prevents us from totally excluding a
stellar origin.

We tried to fit the data with one planet orbiting at less
than 1 AU and with a mass of a few Jupiter masses, also taking
the impact of the observed companion star into account. It ap-
pears that such an hypothesis allows us to fit only part of the data,
recorded over a limited number of periods, but fails to satisfacto-
rily fit the whole set of data (taken over more than 5 years). More
complex systems were investigated, but no convincing result was
obtained. More observations and detailed studies of gravitational
interaction between the 2 planets are needed to understand this
sytem.

With the data available, we are then not able to conclude
on the origin of these puzzling RV variations. If a planet origin
is confirmed, then θCygni, with a spectral type of F4V, would
be the earliest main-sequence star hosting planets found so far.
Moreover, it would be one of the few low-metallicity stars host-
ing planets. Its planetary system would not be simple, and it
would in particular include strongly interacting planets.

If a stellar origin were confirmed, then this would show that,
unexpectedly, some main-sequence stars, not classified as active
by the usual criteria (e.g., Ca H&K indexes) or pulsating, may
undergo intrinsic variations that produce quasi periodical, large-
amplitude, and long-period (more than 100 days) RV variations,
with at the same time, low levels of line shape deformations
(hence small-amplitude BVS variations). Such situations have
not been considered so far in the analysis of RV variations, and
would need to be considered in future searches for such long-
period planets, both in terms of observational strategy and data
analysis.

We can at least conclude that θCygni is an individual com-
plex system that deserves many more observations to be under-
stood, and it may also serve as an example for other searches.
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Jusqu’à récemment la recherche de planètes extra-solaires avec la mé-
thode des vitesses radiales était principalement concentrée sur les étoiles de
type solaire (Udry et Santos 2007, Butler et al. 2006), avec des extensions ré-
centes vers les étoiles plus massives (cf. Chap. 2 et 4), les étoiles peu massives
(M, Bonfils et al. 2005a) et les géantes évoluées (Sato et al. 2007). Cepen-
dant, ces étoiles sont toutes assez âgées (> quelques centaines de millions
d’années) et il est donc difficile d’explorer l’influence du paramètre temps
sur la formation des systèmes planétaires, pour répondre en particulier aux
questions : En combien de temps se forment les premières planètes ? Sur
quelles échelles de temps les processus de migration ont cours ?

En s’intéressant aux étoiles membres d’associations jeunes et proches, et
en combinant les résultats provenant de l’imagerie à très haute résolution
angulaire et à haut contraste (e.g., Chauvin et al. 2009), il va enfin être
possible d’explorer complétement ces étoiles en termes de séparation et de
poser des contraintes sur les modèles de formation des planètes. En effet,
l’imagerie permet d’explorer les grandes séparations (5–500UA) jusqu’à des
compagnons sub-stellaires pour ces étoiles jeunes et proches (Chauvin et al.
2004; 2005b;a, Lagrange et al. 2009b), la technique des vitesses radiales est
parfaitement complémentaire puisqu’elle est particulièrement adaptée aux
faibles séparations (0–5UA).

Ces étoiles avaient été écartées des relevés jusqu’à présent pour diffé-
rentes raisons, principalement liées à leur jeunesse. D’une part, ces étoiles
peuvent avoir des vitesses de rotation assez élevées et la technique classique
de mesure des vitesses radiales ne permet alors pas d’extraire suffisament
d’information des spectres pour obtenir une bonne précision de mesure. Mais
grâce aux nouveaux outils de mesure (cf. Chap. 2), développés pour les
étoiles chaudes de la séquence principale, il est maintenant possible d’avoir
la précision nécessaire pour la détection de compagnons sub-stellaires au-
tour des rotateurs rapides. D’autre part, l’activité de ces étoiles est forte et
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leur surface peut être en partie couverte de taches froides ou chaudes (Skelly
et al. 2008; 2009). Ces phénomènes ont un impact sur les vitesses radiales
comme je l’ai présenté au chapitre 3. Il faut donc être capable d’identifier et
de quantifier l’effet de ces taches sur les vitesses afin de pouvoir détecter des
compagnons autour des ces étoiles actives sans confondre un signal d’acti-
vité avec un signal de planète. Dans le cas de TW Hydra, Setiawan et al.
(2008) avaient annoncé la détection de la première planète autour d’une
étoile jeune mais une étude ultérieure menée par Huélamo et al. (2008) a
permis de montrer que le signal observé était en fait d’origine stellaire. Il
est donc très important d’être très rigoureux lors de l’analyse des vitesses
radiales, en particulier pour ces étoiles qui sont fréquemment actives.

Grâce à la mise en place d’une stratégie d’observation adaptée et à des
outils de diagnostic et d’analyse des spectres obtenus il est néanmoins pos-
sible de détecter des planètes autour de ces étoiles, même si le temps d’ob-
servation nécessaire est évidemment nettement plus long.

5.1 Analyse des données d’archive HARPS

5.1.1 Étoiles observées

Un certain nombre d’étoiles des associations jeunes et proches ont été obser-
vées par différents groupes avec des objectifs divers. Quelques unes ont été
observées avec HARPS pour différentes caractérisations ou pour la recherche
de planètes. Elles font partie des associations Tucana-Horologii (∼ 30 Myr),
AB Dor (70 Myr), β Pic (12 Myr) et TWA (8Myr).

Nous avons maintenant accès à ces données à partir des archvives de
l’ESO1 et nous pouvons donc appliquer notre méthode de calcul des vitesses
radiales et notre analyse de l’origine de ces vitesses.

L’ensemble des étoiles concernées est décrit dans le tableau 5.1. On
constate que les types spectraux et les v sin i sont variés (de M à F et de 15
à 118 km s−1). Certaines de ces étoiles sont reconnues comme étant variables
avec la rotation (avec une origine probablement due à l’activité stellaire),
et parfois des compagnons stellaires ou sub-stellaires ont été détectés en
imagerie.

5.1.2 Résultats

Toujours grâce à SAFIR nous avons pu calculer et analyser les vitesses
radiales de toutes ces étoiles (Fig. 5.1).

On constate que toutes ces étoiles varient avec des amplitudes relative-
ment grandes (> 100 m s−1), sur des temps assez courts (< 50 jours), donc
compatibles avec la rotation de l’étoile ou avec la présence de compagnons
à courte période.

Parmi ces étoiles, la moitié disposent de peu de mesures (≤ 5, Fig. 5.1
a, b, f, g), donc la conclusion sur l’origine des vitesses ne doit pas être
catégorique. Néanmoins, elle semble d’origine stellaire pour chacun de ces
cas, même pour HD164249 (Fig. 5.1 f et Fig. 5.2) alors que le graphe BVS-
RV semble dire le contraire, et pour cette étoile il faut s’intéresser à la forme
des bissecteurs directement. Ceux-ci sont en effet déformés bien que le BVS

1http://archive.eso.org

http://archive.eso.org
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Étoile Nom Type Assoc. v sin i Imagerie Infoa

commun Spectral (km s−1) SIMBAD

GSC08047-00232 K3V Tuc-Hor 23 B
HD1466 F9V Tuc-Hor 21
HD8558 G6V Tuc-Hor 15
HD36705 AB Dor K2V AB Dor 118 B, C Rot. Var.
HD44627 AB Pic K2V Tuc-Hor 13 b V*
HD164249 F5V β Pic 18 B
HD174429 PZ Tel K0V β Pic 80 Rot. Var.
TWA 25 M0 TWA 16

a http://simbad.u-strasbg.fr/simbad/, CDS, Strasbourg.

Tab. 5.1 – Échantillon des étoiles des associations jeunes et proches observées avec HARPS et extraites des archives.

http://simbad.u-strasbg.fr/simbad/
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Fig. 5.1 – Vitesses radiales et graphes BVS-RV des étoiles des associations jeunes extraites des archives HARPS. (a) GSC08047-00232, (b) HD1466, (c)
HD8558, (d) HD36705, (e) HD44627, (f) HD164249, (g) HD174429, (h) TWA25.
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soit a peu près constant, cela montre une limitation du graphe BVS-RV qui
ne donne bien évidemment pas toute l’information sur les déformations des
raies spectrales.

 500  600  700  800  900

0.85

0.90

0.95

Bisectors: norm flux = f([m s
−1

])

−300 −200 −100  0  100

−100

 0

Bisector span [m s
−1

] = f(RV [m s
−1

])

Fig. 5.2 – Bissecteurs et graphe BVS-RV pour HD164249. Bien que le graphe
BVS-RV soit plat les bissecteurs sont déformés, l’origine des variations n’est pas la
présence d’un compagnon.

Nous détaillons maintenant les étoiles pour lesquelles nous avons un
nombre plus important de mesures, et donc pour lesquelles il est plus aisé
d’identifier l’origine des variations et éventuellement de rechercher une pé-
riodicité.

• HD8558 : il existe une forte variabilité des vitesses à courte période.
En quelques jours on observe des variations de plus de 150 m s−1.
Sur l’ensemble des mesures, l’amplitude maximale des variations vaut
≃ 450 ms−1. On observe une claire anti-corrélation entre le BVS et
les vitesses, signe de la présence d’inhomogénéités à la surface de
l’étoile telles que des taches. La surface couverte doit être supérieure au
pourcent pour obtenir de telles amplitudes avec un v sin i de 15 km s−1.
La périodicité du signal stellaire pourrait être proche de 1,4 jours, mais
un plus grand nombre de mesures est nécessaire pour la caractériser
avec certitude. Pour chercher plus profondément des compagnons pla-
nétaires (à courte ou longue période), un nombre plus important de
mesures avec une stratégie observationnelle adaptée seraient néces-
saires (cf. section 3.6.2).

• HD36705 (AB Dor) : les vitesses sont très fortement variables
(> 1 km s−1), sur de très courtes durées. Avec les données présentes
(principalement un décalage des bissecteurs), il semble que l’étoile
soit membre d’un système binaire. En effet, cette étoile est connue
pour être membre d’un système multiple avec ABDorB (9 arcsec) et
ABDorC (Guirado et al. 1997, Close et al. 2005, à 0,16 arcsec), en
plus d’être active (Pakull 1981) avec une période de rotation de 0,514
jours. Les variations de vitesse observées ici seraient donc principa-
lement dues à l’activité de l’étoile, le compagnon AB DorC pouvant
de plus perturber la mesure puisque son spectre se superpose à celui
d’ABDor dans la fibre du spectrographe étant donnée leur proximité
angulaire.
Cependant, encore une fois, nous avons peu de mesures. Néanmoins
on remarque qu’il est peu probable d’arriver à détecter un compagnon
planétaire autour de cette étoile sans d’abord caractériser la variation
principale observée.
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• HD44627 : les vitesses sont fortement variables et la totalité de l’am-
plitude observée est couverte en 2 jours. Le périodogramme des vi-
tesses, malgré le nombre restreint de mesures, présente un pic de puis-
sance vers 5,4 jours (Fig. 5.3), indiquant une possible périodicité à
cette valeur. Le graphe BVS-RV montre une nette anti-corrélation,
les vitesses radiales observées sont induites par de l’activité stellaire.
En isolant les données comprises entre les jours julien 2 453 687 et
2 453 806, on peut voir une périodicité à 1,3 ou 2,7 dont 5,4 jours est
un multiple. Il faudrait un nombre plus conséquent de mesures afin de
bien identifier la période du signal stellaire, et encore plus pour aller
chercher un compagnon qui pourrait être caché sous ce signal.

Fig. 5.3 – Périodogramme des vitesses radiales d’HD44627. Malgré seule-
ment 16 mesures, il existe un pic vers 5,4 jours indiquant une possible pé-
riodicité.

Fig. 5.4 – Évolution temporelle du BVS pour HD44627. La zone délimitée
par des tirets verticaux correspond à un sous-échantillon des mesures pour
lesquelles j’ai réalisé un ajustement.

• TWA 25 : Ce cas est similaire à HD44627 mais avec une amplitude de
variations encore plus grande. La surface couverte par des taches (pro-
bablement une grosse tache majoritaire) doit être encore plus grande.
Bien que cette étoile ne soit pas indiquée comme une étoile variable
dans Simbad, elle présente certainement une forte variation photomé-
trique. D’autre part, elle est reconnue comme une étoile active (Scholz
et al. 2007). Il n’est toujours pas exclu qu’il existe un compagnon pla-
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nétaire, à courte ou à longue période, mais il faudrait plus de mesures
pour le tester.

À la lumière de ces observations, on voit que ces étoiles jeunes sont bien
souvent fortement actives, ce qui est cohérent avec leur vitesse de rotation
souvent élevée. Ceci confirme d’une part l’intérêt d’utiliser un outil tel que
SAFIR pour calculer les vitesses radiales et d’autre part l’importance d’avoir
une stratégie observationnelle rigoureuse pour aller chercher des compagnons
planétaires, dont le signal peut être a priori caché par le signal stellaire, et
avec lequel il ne faut pas le confondre. Cette recherche va bien sûr nécessiter
des observations plus intensives pour ces étoiles que pour leurs “parentes”
plus âgées.

5.2 Premiers résultats du relevé HARPS

Dans cette optique de recherche de compagnons autour des étoiles des asso-
ciations jeunes et proches, et en complémentarité avec une recherche en ima-
gerie déjà effectuée (Chauvin et al. 2009), j’ai participé au programme d’ob-
servation lancé par notre groupe en 2009 (Période 83 de l’ESO). Il consiste en
l’observation avec HARPS d’un échantillon d’étoiles des associations jeunes
(< 100 Myr) et proches (< 100 pc) observées antérieurement en imagerie et
pour lesquelles on souhaite effectuer une recherche de compagnons proches
de leur étoile, d’où l’utilité de la technique des vitesses radiales, particuliè-
rement sensible à ce domaine. Grâce à cette recherche il sera possible pour
la première fois d’avoir une vision complète de l’environnement des étoiles
jeunes, ce qui apportera des contraintes cruciales pour la compréhension de
la formation et de l’évolution des systèmes planétaires.

5.2.1 Description de l’échantillon

Les étoiles sélectionnées pour faire partie de cet échantillon sont issues de
l’échantillon NACO (88 étoiles, Chauvin et al. 2009) dont la magnitude V
est inférieure à 9 afin d’obtenir un rapport signal sur bruit suffisant pour
atteindre une bonne précision de vitesse en un temps limité (typiquement
900 s).

Les étoiles binaires proches (≤ 2”) ainsi que les binaires spectroscopiques
connues et les étoiles observées par d’autres programmes ont été exclues. Les
étoiles finalement sélectionnées sont répertoriées dans le tableau 5.2.

Les vitesses de rotation projetées (v sin i) de ces étoiles se situent typi-
quement entre 5 et 35 km s−1 pour les étoiles de types tardifs, excepté pour
HD174429 (≃ 80 km s−1) et entre 80 et 120 km s−1 pour les étoiles de type
spectral A. Les variations de vitesse dues à des effets stellaires seront donc
la plupart du temps supérieures aux incertitudes sur les vitesses et nous
pourrons donc les observer.

La Figure 5.5 présente les limites de détection obtenues (avec NACO) et
accessibles (avec HARPS ) pour deux étoiles de notre échantillon. On voit
bien que les deux méthodes d’observations sont parfaitement complémen-
taires en termes de (masse, période) pour ces étoiles des associations jeunes
et proches.
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es Étoile Nom Type Assoc.a v sin i Imagerie Info

commun Spectral (km s−1) SIMBAD

HD987 G6V Tuc-Hor (30) 6b Sys. double
HD10472 F2V – (> 100)

HD13246 F8V Tuc-Hor (30) 30b Sys. double
HD37572 K2V AB Dor (70) 10 Sys. double
HD42270 K0V Carina (30) 31
HD45270 G0V AB Dor (70) 18 CCs Sys. double
HD90905 F5 YSO (50) 10 CCs

HD102458 TWA 19 G4V TWA (8) 28b CCs
HD105690 G6V YSO (100) 10 CCs
HD109536 A7V YSO (100) 88
HD141943 NZ Lup G2 YSO (30) 35 BY Dra type P = 2,2 j
HD172555 A7V β Pic (12) 120 CCs

HD174429 PZ Tel K0V β Pic (12) 78b CCs Rot. Var.

HD181327 F6V β Pic (12) 21b CCs
HD183414 G2V – (> 100) 11 CCs
HD188228 ǫ Pav A0V YSO (50) 115 V*

HD207575 F6V Tuc-Hor (30) 30b CCs
HD217343 G2V AB Dor (70) 13 CCs
HD224228 K3V AB Dor (70)

a Entre paranthèses l’âge en millions d’années. – certaines étoiles ont été reclassées comme des étoiles plus âgées et ne faisant pas partie d’associations (Chauvin et al.
2009), YSO étoiles jeunes autres. b Valeurs extraites de Scholz et al. (2007), les autres sont estimées lors de la réduction des spectres.

Tab. 5.2 – Échantillon des étoiles des associations jeunes et proches observées avec HARPS. Les étoiles doubles sont à grandes séparations, ce qui ne gêne
pas la mesure des vitesses radiales.
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Fig. 5.5 – Combinaison des limites de détection obtenues avec NACO (courbes
à grandes séparations) et celles accessibles avec HARPS (droites à petites sépara-
tions, en prenant en compte les incertitudes (tirets) ou à partir de la dispersion
des mesures déjà obtenues (trait plein)), pour HD181327 (gauche) et HD172555
(droite).

5.2.2 Exemples de mesures / Résultats préliminaires

Jusqu’à présent, seule une partie des étoiles a pu être observée au cours de
la période 83. Je résume ici les résultats préliminaires obtenus (Figs. 5.6 et
5.7).

On observe pour l’instant deux régimes de variations : les étoiles qui
présentent une amplitude de variation inférieure à 200 m s−1 et celles avec
une amplitude supérieure à 200m s−1, avec une séparation assez nette entre
les étoiles à v sin i inférieurs et supérieurs à ∼ 30 km s−1.

Certaines étoiles ont été déjà beaucoup observées, à cause de leur
brillance ou de leur intérêt aux vues des premières mesures (Fig. 5.6 f, g, h,
Fig. 5.7 d). D’autres avaient déjà été observées dans le passé pour d’autres
programmes (Fig. 5.7 a, b, c, e).

On remarque que toutes les étoiles ont un niveau d’activité (magnétique
ou pulsation) élevé et l’on cherche des étoiles présentant un graphe BVS-
RV composite. Pour la majorité des étoiles, le graphe BVS-RV présente une
anti-corrélation plus ou moins marquée, signe qu’au moins une bonne partie
des vitesses observées sont provoquées par des phénomènes stellaires. Deux
étoiles (Fig. 5.7 a et e) de types spectraux précoces présentent un v sin i
supérieur à 100 km s−1 et le nombre de raies utilisables pour calculer la CCF
est alors trop faible pour que celle-ci soit exploitable ; nous ne pouvons donc
pas estimer le BVS pour ces étoiles. Néanmoins, ces deux étoiles ont été
observées à haute fréquence (séries d’une heure dans une nuit) et la totalité
des variations s’explique par des pulsations à haute fréquence (Fig. 5.8).

Nous avons donc affaire à deux catégories d’étoiles présentant toutes
deux des variations de vitesse induites par des phénomènes stellaires. Les
étoiles que l’on peut qualifier comme ayant un fort jitter sont celles dont
l’amplitude des variations sont supérieures à 200 m s−1. Pour ces cas, il va
être difficile de détecter un compagnon sub-stellaire dans le domaine plané-
taire à moins d’adopter une stratégie observationnelle très spécifique afin de
caractériser au mieux la contribution du phénomène stellaire aux vitesses
et de pouvoir le soustraire ou le moyenner pour aller chercher un signal
d’origine képlérienne (cf. section 3.6.2). En effet, les limites de détection ac-
cessibles aux plus petites périodes avec une stratégie d’observation classique
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Fig. 5.6 – Vitesses radiales et graphes BVS-RV des étoiles des associations jeunes et proches que nous avons observé avec HARPS au cours d’un programme
dédié.
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Fig. 5.7 – (suite) Vitesses radiales et graphes BVS-RV des étoiles des associations jeunes et proches que nous avons observées avec HARPS au cours d’un
programme dédié. Pour (a) et (b) trop peu de raies sont sélectionnées pour calculer les CCF et donc les bissecteurs.
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Fig. 5.8 – Vitesses radiales au cours d’une nuit des deux étoiles dont on ne peut
calculer les CCF. Les variations observées sont expliquées par les pulsations de
l’étoile.

sont déjà très proches du domaine des naines brunes (Fig. 5.9 e, g, h, i, j,
m).

Pour l’instant, au cours de ce programme d’observation, nous avons ef-
fectué un nombre limité de mesures et l’on peut seulement avoir une estima-
tion grossière de la période des signaux observés. Ceci peut nous permettre
d’obtenir la période de rotation probable dans le cas de taches et donc de
remonter à l’inclinaison i de l’étoile. Ainsi, on trouve (période la plus pro-
bable, origine possible) : Fig. 5.6 (e) 2,1 j / tache, (g) ≃ 45 min / pulsations,
(h) 1,1 j / tache, Fig. 5.7 (a) < 1 j / pulsations, (b) < 1 j / tache, (e) < 1 j
/ pulsations. Néanmoins, par la suite, nous allons tâcher de caractériser
au mieux l’effet stellaire de chaque étoile afin d’accèder à des compagnons
planétaires de plus faibles masses que ce que l’on atteint avec ces quelques
mesures. Quant aux étoiles ayant un jitter modéré (< 200 ms−1), il est plus
facile de détecter des compagnons sub-stellaires avec une stratégie obser-
vationnelle un peu moins gourmande en temps. Il est tout de même bon
de caractériser au mieux la variation stellaire afin de la soustraire. Sur ces
quelques cas on trouve : Fig. 5.6 (c) 1,5 j / tache, (d) 3,9 j / tache, Fig. 5.7
(c) 2,5 j / tache, (d) 3,1 j / tache, (f) < 1 j / pulsations.

L’étoile (f) de la Fig. 5.6 semble très intéressante du point de vue de
la recherche de compagnons sub-stellaires. En effet, le graphe BVS-RV
montre un comportement composite qui semble à la fois présenter une anti-
corrélation et un décalage des vitesses sans déformations, ce qui nous fait
penser à la présence d’un compagnon en orbite autour d’une étoile active
et dont le signal en vitesse est d’une amplitude similaire à celui provoqué
par la présence de taches (cf. Sect. 3.3.1). Il semble exister une périodicité
des vitesses vers 5 jours.L’analyse de la périodicité du BVS est moins claire
et donnerait une période moins fiable vers 1,2 ou 5,5 jours. Évidemment,
cette étoile va être suivie très régulièrement pour comprendre l’origine des
vitesses observées.

Pour les étoiles déjà observées dans le passé, nous n’observons pas de dé-
calage suffisamment important par rapport aux nouvelles données pour dire
s’il existe des compagnons à longues périodes (sub-stellaires ou stellaires).

On voit que la recherche de compagnons sub-stellaires autour des étoiles
jeunes n’est pas aisée, car ces étoiles peuvent être à la fois actives pulsantes
avec un v sin i assez élevé, et de types spectraux variés, cela regroupe donc
toutes les difficultés actuelles de ce domaine. Cependant, les taches peuvent
avoir des plus grandes durées de vie que pour les étoiles plus vieilles et
ceci peut avoir un intérêt pour caractériser le signal stellaire qui persiste
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Fig. 5.9 – Limites de détection accessibles et actuellement atteintes pour les étoiles des associations jeunes et proches que nous avons observé avec HARPS.
Les étoiles a à h correspondent aux étoiles a à h de la Fig. 5.6 et celles i à o correspondent aux étoiles a à g de la Fig. 5.7.
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alors plus longtemps. Il est alors nécessaire d’avoir des outils de mesure et
d’analyse très performants tels que SAFIR, ainsi que d’adapter la stratégie
d’observation à chaque étoile et de ne pas hésiter à passer du temps à ob-
server chaque étoile afin de caractériser proprement le signal stellaire pour
pouvoir débusquer les planètes qu’il cache. L’intérêt de rechercher des com-
pagnons proches de ces étoiles n’est plus à démontrer puisque cela permettra
enfin de poser des contraintes sur le temps nécessaire à la formation des pre-
mières planètes et sur l’évolution dynamique des systèmes planétaires. C’est
donc une étape incontournable dans la recherche des exoplanètes et un effort
particulier doit y être apporté avec des programmes d’observations tels que
celui-ci à l’aide des meilleurs instruments existants.



Conclusions et perspectives

La recherche des planètes extrasolaires a explosé en quelques années. Au-
jourd’hui plus de 400 sont répertoriées, et de nouvelles sont détectées

régulièrement. Les prochaines missions spatiales (comme SIM-Lite, GAIA,
Darwin, TPF) prévoient d’en découvrir des milliers. Avec un tel nombre on
pourra déterminer une statistique assez précise de l’existence de planètes
autour d’étoiles de types variés ainsi que de leurs propriétés orbitales (et
peut-être spectrales dans certains cas). Pour l’instant on se contente d’une
faible statistique, la meilleure étant bien sûr celle pour les étoiles de type so-
laire sur lesquelles la recherche de planètes extrasolaires a été initiée le plus
tôt avec la première détection en 1995. Pour les étoiles auxquelles je me suis
intéressé dans ce travail — les étoiles chaudes de la séquence principale (de
types spectraux A et F) — la recherche est récente et nous sommes les seuls,
pour l’instant, à avoir entrepris une recherche systématique de planètes par
la mesure des vitesses radiales de ces étoiles. La thèse de Franck Galland
a montré la possibilité de détecter des planètes autour de ces étoiles grâce
à une nouvelle technique de mesure des vitesses radiales et les premières
détections ont vite suivi (Chap. 2). Pour ces étoiles, outre la difficulté pour
mesurer les vitesses radiales avec suffisamment de précision, des phénomènes
stellaires tels que l’activité magnétique et les pulsations peuvent perturber
les mesures et nous limiter dans la recherche de planètes vers les faibles
masses.

Mon travail a consisté à poursuivre et à démarrer des relevés systéma-
tiques autour d’étoiles A et F dans l’hémisphère Nord avec SOPHIE et dans
l’hémisphère Sud avec HARPS afin de détecter de nouveaux compagnons
planétaires autour de ces étoiles et de préciser la statistique de l’existence
de ces planètes ainsi que de leurs caractéristiques (Chap. 4). J’ai aussi dé-
veloppé un code de simulation des spectres stellaires tels qu’on pourrait
les observer avec les instruments que l’on utilise et provenant d’étoiles qui
peuvent présenter des taches et des pulsations (Chap. 3). Enfin, grâce à mon
expérience des étoiles actives/pulsantes et aux effets de ces phénomènes sur
les vitesses radiales acquise à la suite des observations des étoiles A–F et
aux simulations développées, j’ai participé au début d’un programme de re-
cherche de planètes autour des étoiles membres des associations jeunes et
proches (Chap. 5).

Du point de vue des observations, j’ai détecté la présence de deux pla-
nètes massives à longues périodes autour de l’étoile HD60532 (Desort et al.
2009) qui sont a priori en résonance 3 : 2. J’ai aussi suivi et présenté à la
communauté le cas très intriguant de l’étoile θ Cygni dont les variations de
vitesse radiale semblent être à la fois d’origine planétaire mais aussi telle-
ment irrégulières qu’il est peut-être possible quelles soient d’origine stellaire,
produite par un phénomène encore non identifié. Quelques autres candidats
planètes sont en cours de suivi et devraient être prochainement publiés. À
la suite du relevé systématique effectué avec HARPS entre 2005 et 2008,
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j’ai aussi participé à la publication des premières statistiques de détection
de planètes autour des étoiles A–F (Lagrange et al. 2009a). Pour les étoiles
jeunes, après seulement quelques mois d’observations, on constate qu’elles
sont toutes assez fortement actives mais qu’avec une stratégie d’observation
adaptée et rigoureuse il est tout de même possible de détecter des compa-
gnons planétaires autour de ces étoiles.

Du côté des simulations de l’activité et des pulsations, grâce au code que
j’ai développé, j’ai pu donner des résultats quantitatifs de l’impact d’une
tache dans des configurations variées et pour des étoiles de types spectraux
et v sin i variés (Desort et al. 2007). J’ai aussi exploré l’effet de deux taches,
de taches chaudes plutôt que froides et de grosses taches proches du pôle
telles qu’on peut les observer sur des étoiles jeunes par imagerie Doppler.
Grâce à mon code nous avons pu simuler l’effet sur les vitesses radiales et la
photométrie des taches solaires observées depuis des années sur des cycles
d’activité d’environ 11 ans du Soleil, ceci dans le but de donner une analyse
quantitative de l’effet de l’activité stellaire d’une étoile relativement peu ac-
tive comme le Soleil sur la possibilité de détection de planètes semblables à
la Terre, ainsi que de montrer la stratégie et la précision nécessaires pour
une telle détection (Lagrange et al., 2009, sous presse). En plus de l’effet
des taches, qui n’est pas la seule manifestation de l’activité magnétique,
nous avons pu ajouter l’effet des plages (contraste et convection) et montrer
que leur contribution n’est absolument pas négligeable, autant en photo-
métrie qu’en vitesse et qu’il peut être nettement plus difficile de détecter
certaines planètes autour d’étoiles qui présenteraient le même cycle d’acti-
vité que notre Soleil (Meunier et al., 2009, sous presse). En ce qui concerne
les pulsations, j’ai inclus la théorie des harmoniques sphériques dans mes si-
mulations afin de tenter d’analyser des comportements caractéristiques des
pulsations dans des cas variés. Il faudra néanmoins consacrer beaucoup plus
de temps que je n’ai pu pour effectuer une analyse poussée de l’effet des
pulsations sur les vitesses radiales.

À la suite de ce travail les perspectives sont diverses, tant sur le plan
observationnel pour apporter des contraintes aux modèles de formation et
d’évolution des systèmes planétaires, pour lever l’indétermination sur la
masse des planètes extrasolaires découvertes, pour caractériser l’activité stel-
laire en s’appuyant sur l’exemple du Soleil, que sur le plan des simulations
des phénomènes stellaires afin de mieux quantifier et comprendre l’impact
possible sur les mesures avec différents types d’instruments (spectroscopie,
photométrie, astrométrie).

Le suivi des étoiles chaudes de la séquence principale, représente un
travail de longue haleine absolument nécessaire pour obtenir une statistique
fiable sur la présence et les caractéristiques des planètes autour de ces étoiles.
L’étude de ces étoiles est l’unique moyen de sonder l’environnement proche
des étoiles massives avant que leur phase géante rouge risque d’engloutir les
planètes à relativement courtes périodes. Ce type de suivi a débuté seule-
ment en 2003 et nous sommes toujours le seul groupe travaillant dans ce
domaine vu la difficulté à mesurer les vitesses radiales de ces étoiles avec
la précision suffisante pour atteindre le domaine planétaire. Pour l’instant
les planètes à courtes périodes semblent faire défaut. Est-ce une réalité ou
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simplement les conséquences d’un suivi encore trop limité de ces étoiles ?
Même si nous avons pu établir les premières statistiques sur la présence
de planètes autour de ces étoiles, nous espérons bientôt pouvoir les renfor-
cer, notamment à la fin du Large Programme qui va débuter sur HARPS
en novembre 2009. Avec 29 nuits d’observations sur 4 semestres, nous al-
lons pouvoir explorer complétement l’environnement jusqu’à 100 jours de
période d’un échantillon d’étoiles pour lesquelles nous connaissons le niveau
d’activité (taches, pulsations) et donc pour lesquelles nous sommes certains
d’explorer le domaine planétaire.

Bientôt, l’astrométrie pourra aussi être utilisée pour explorer l’environ-
nement de ces étoiles (avec PRIMA, notamment si suffisamment d’étoiles
de référence sont présentes dans le même champ). Pouvoir combiner diffé-
rentes techniques d’observation est une chance. Grâce à cela il sera aussi
possible de lever l’indétermination sur la masse des planètes détectées et la
statistique des planètes sera enfin préservée de ce biais qu’est le facteur de
projection sin i. La détection des longues périodes ne sera enfin plus réservée
aux planètes massives, les planètes moins massives seront aussi détectables,
ce qui ouvrira un nouveau domaine d’exploration dans le diagramme (masse,
période), où l’on trouvera probablement un grand nombre de planètes et où
l’on fera certainement des découvertes étonnantes.

En parallèle aux étoiles chaudes de la séquence principale, grâce aux
connaissances acquises avec ces étoiles, il est maintenant possible de s’inté-
resser aux étoiles jeunes qui sont généralement assez actives, tournent assez
vite, et de type spectraux variés. L’intérêt de les observer est évident puis-
qu’elles vont permettre de contraindre les échelles de temps de formation et
d’évolution des systèmes planétaire. Nous avons tout juste commencé l’ob-
servation de ces étoiles mais tout reste à faire. Nous allons pouvoir mesurer le
jitter en vitesse radiale de ces étoiles et établir les premières statistiques sur
la présence de compagnons à relativement courtes périodes. La détection de
la première planète extra-solaire autour d’une étoile jeune reste à faire, mais
celle-ci sera-t-elle à courte ou longue période ? Et sera-t-elle représentative
des planètes existant autour de ces étoiles ?

Au début de ma thèse, on parlait assez peu de l’activité des étoiles comme
un problème pour la détection des planètes. Aujourd’hui on se rend compte,
grâce à des instruments de grande qualité comme HARPS ou CoRoT, que
presque toutes les étoiles présentent des phénomènes stellaires pouvant per-
turber nos mesures. Jusqu’à il y a peu nous étions limités par le bruit ins-
trumental mais nous avons franchi un cap en terme de précision et nous
nous retrouvons à être maintenant limités par un bruit stellaire. Il est donc
fondamental de s’intéresser aux origines de ce bruit si l’on veut continuer
sur la voie des découvertes dans le domaine des planètes extra-solaires. Il
faut alors accepter de passer du temps pour observer l’activité des étoiles et
bien comprendre son fonctionnement, ses origines et ses effets. Le Soleil est
un exemple de choix pour cette étude même s’il n’est pas certain qu’il est
représentatif de l’ensemble des autres étoiles. Notamment, il existe à l’heure
actuelle assez peu de mesures de vitesses radiales du Soleil intégré et elles
ne sont pas représentatives des vitesses données par les méthodes de mesure
des vitesses radiales utilisées pour la recherche de planètes. Il est clair que
la mesure n’est pas aisé mais il sera très intéressant de pouvoir comparer
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de telles mesures avec des résultats de simulations telles que celles que j’ai
présentées dans ce manuscrit.

Il sera aussi important par la suite de développer les simulations des effets
stellaires existants afin d’avoir une image la plus précise possible de la réalité
et donc de pouvoir reproduire au mieux les effets que l’on pourrait retrouver
sur des étoiles de types variés. L’activité magnétique se manifestant par des
taches, des plages, de la convection, il faudra tenter d’explorer les différentes
possibilités des cycles stellaires selon les caractéristiques des étoiles (masse,
température, zone convective, âge, niveau d’activité). Pour cela on pourra
utiliser des simulations du type de celle qui reproduit des cycles d’activité
stellaire à partir de distributions de taches. On pourra alors faire varier ces
distributions, en ajouter pour décrire les plages et d’autres paramètres pour
l’instant pris constants.

Les pulsations stellaires sont un phénomène complexe qui peut avoir des
manifestations bien différents selon les modes, les périodes, les amplitudes.
Il faudra continuer à explorer les possibilités offertes par le modèle simple
d’oscillation de la surface de l’étoile décrit dans ce manuscrit et peut-être
essayer d’implémenter les effets en photométrie.

Ces simulations vont être extrêmement utiles pour la quantification de
l’impact des effets stellaires sur les mesures astrophysiques, en particulier
dans l’optique de la conception de nouveaux instruments toujours plus précis
et performants, au sol ou dans l’espace, que ce soit pour les vitesses radiales,
pour la photométrie ou l’astrométrie.
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activity of planetary host star HD 189 733. Astronomy and Astrophy-
sics, 495 :959–966, Mars 2009. URL http://cdsads.u-strasbg.fr/abs/

2009A&A...495..959B. (Cité pages 114 et 115.)
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N. C. Santos, D. Ségransan, S. Udry, et A. Vidal-Madjar. Photometric
and spectroscopic detection of the primary transit of the 111-day-period
planet HD 80 606 b. Astronomy and Astrophysics, 498(1) :L5, 2009. (Cité
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Titre Recherche de planètes
autour d’étoiles chaudes

Résumé Parmi les 400 exoplanètes découvertes, seulement une petite frac-
tion sont en orbites autour d’étoiles plus massives que les étoiles de type
solaire. Afin de contraindre les scénarios de formation et d’évolution des
systèmes planétaires dans leur globalité il est cependant nécessaire de s’in-
téresser à la détection de planètes autour de telles étoiles. Dans le cadre de
cette thèse je me suis focalisé sur les étoiles A et F de la séquence prin-
cipale. La mesure de vitesses radiales (VR) précises est délicate pour ces
étoiles (peu de raies, rotation élevée), de plus la présence de pulsations ou
d’activité magnétique perturbent les mesures et peuvent faire croire à la
présence de planètes. D’une part, des relevés systématiques ont permis la
détection de plusieurs candidats et la détermination des premières statis-
tiques sur la présence de planètes autour des étoiles A–F. D’autre part,
des simulations numériques nous ont permis de simuler l’effet des taches,
plages et pulsations sur les variations de VR, photométrie et astrométrie.
Grâce à cela, nous avons effectué une étude quantitative complète de l’effet
d’une tache à la surface d’étoiles de types spectraux variés et pour diffé-
rentes configurations (position, taille, vsini). Nous avons aussi simulé l’effet
des taches et plages (extraites des observations) sur les VR du Soleil telles
qu’elles auraient pu être mesurées sur plus d’un cycle d’activité. À l’aide
de ces simulations, nous avons étudié la détectabilité de planètes de masse
terrestre dans la zone habitable d’étoiles de type solaire.

Mots-clés planètes, étoiles A, étoiles F, séquence principale, vitesse ra-
diale, activité, pulsation, formation planétaire

Title Looking for planets around hot stars

Abstract Only a small fraction of the 400 exoplanets discovered are orbi-
ting stars more massive than solar-type stars. Detection of planets around
such stars are needed to constrain planetary systems formation and evo-
lution scenarii. This thesis was focused on A and F main-sequence stars.
Precise enough radial velocities (RV) are difficult to get for those stars (few
lines, high rotational velocity), and pulsations and magnetic activity may
disturb those measurements and mimic the presence of planets. New obser-
vational surveys allowed us to detect planet candidates and to draw the first
statistics of the presence of planets around A–F stars. Numerical simulations
allowed us to simulate the effet of spots, plages and pulsations on RV, photo-
metric and astrometric variations. We then performed a comprehensive and
quantitative study of the effect of a spot on stars with various spectral types
and for various configurations (location, size, vsini). We also simulated the
effect of spots and plages (extracted from observations) on the sun RV as
they would have been measured for more than one activity cycle. Thanks to
these simulations, we studied the detectability of earth-mass planets in the
habitable zone of solar-type stars.

Keywords planets, A stars, F stars, main sequence, radial velocity, acti-
vity, pulsation, planet formation
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