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Foreword

This thesis work deals with the subject of Dark Matter indirect searches using charged cosmic
rays, in particular antiprotons, electrons and positions and their emissions. The majority of
this work has been accomplished at the Institut de Physique Théorique (IPhT) at CEA Saclay
and certain parts have also been done at the Institut d’Astrophysique de Paris (IAP).

First, I would like to take the opportunity to acknowledge the contributions of certain people
who have been essential for the completion of this work, directly or indirectly. I would like to
thank my PhD supervisor, Marco Cirelli, for teaching me the ways of doing research, leaving
space for my ideas and mistakes, while guiding me when I was lost. I would also like show my
appreciation for the support of my family, especially my parents, Solange and Klaus. I would
also like to thank Eric for standing by my side during good times and in stressful moments.
Finally, I would like to thank my collaborators from which I learned so much: Marco Taoso,
Pierre Salati, Mathieu Boudaud, Daniele Gaggero, Alfredo Urbano, Pasquale Serpico, etc...

This thesis work is structured as follows: in chapter 1, we introduce the topic of Dark
Matter, the evidence for its existences in astrophysics and cosmology as well as candidates in
particle physics models. Then, we turn to cosmic rays in chapter 2, where we investigate their
origin and their propagation in our Galaxy. In chapter 3, we study cosmic ray antiprotons
as probe for Dark Matter annihilation and decay. In chapter 4, we focus on the secondary
emissions of electrons and positions from Dark Matter annihilation and decay before analyzing
the Galactic Center excess in chapter 5. Finally, we conclude and discuss our results in chapter
6.
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Chapter 1

Dark Matter: hints, constraints and
models

At the end of the 19th century, physicists believed they had globally understood the laws
covering the universe. Only two “small” problems were unresolved: the radiation of a black
body and the constance of the speed of light (independent of the direction and the velocity of the
source). Explaining these two phenomena led physicists to formulate the theories of quantum
mechanics and special relativity, and later quantum field theory and general relativity, the two
theories on which modern physics is based. Today, a lot of other mysteries in physics remain
unsolved. In cosmology, for example, we can find the cosmological constant problem, the baryon
asymmetry or the cosmic inflation problem. In particle physics, the Standard Model (SM) has
an enormous success, especially since the discovery of the Higgs boson, the last theoretically
predicted particle. However, the SM has deficiencies, such as the strong CP problem, the
hierarchy problem or the existence of magnetic monopoles. In astrophysics, the origin of γ-ray
bursts is unknown, as well as the mechanism of supernova explosions or the formation of 109

solar masses supermassive black holes at distant quasars. The nature of Dark Matter (DM)
is another mystery at the interface between astrophysics, cosmology and particle physics and
may be connected to other unresolved issues. Its discovery may hopefully lead us to new fields
of physics.

1.1 Dark Matter and Astrophysics

Historically, the first evidences for the existence of DM begins with the study of dynamical
systems, such as galaxy clusters and galaxies themselves.

1.1.1 Coma Cluster

The first strong indication for Dark Matter (or Dunkle Materie in German) has been discovered
by Fritz Zwicky in 1933, while he was studying the dynamics of the Coma cluster [1]. In fact,
the dynamical equations of this system could not be explained by the visible matter (stars, gas
clouds, etc...) only. He applied the virial theorem to estimate the velocity due to the luminous
mass and confronted it to the measurements using redshift distortion.
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The virial theorem can be easily deduced by Newton’s second law: In a system of N particles
with mass mi and located at ~ri from the center of mass of the system, the total force ~Fi is

~Fi = mi
d2~ri
dt2

. (1.1)

Multiplying by ~ri, one gets

~ri · ~Fi = mi~ri ·
d2~ri
dt2

=
1

2

d2

dt2
(
mi~r

2
i

)
−mi

(
d~ri
dt

)2

. (1.2)

Now, we sum over all masses and average over time

∑
i

~ri · ~Fi =
1

2

d2

dt2
(mi~r2

i )−mi

(
d~ri
dt

)2

. (1.3)

If the mass distribution has reached equilibrium, then d
dt

(mi~r2
i ) = 0 and thus we obtain the

virial theorem ∑
i

1

2
~ri · ~Fi =

1

2
miv2

i , (1.4)

where vi is the velocity of the mass i. The right term represents the total kinetic energy of the
system and the left hand side the total potential energy. In a spherically symmetric system
with only the gravitational force acting, as it is the case for clusters, the force can be further
written as∑
i

~Fi · ~ri =
∑
i

(∑
j 6=i

~Fji

)
· ~ri =

∑
i

(∑
j<i

~Fji

)
· (~ri − ~rj) = −

∑
i

∑
j<i

(
Gmimj

(~ri − ~rj)3

)
· (~ri − ~rj).

(1.5)
The time average becomes ∑

i

miv2
i =

∑
i

∑
j<i

Gmjmi

~ri − ~rj
. (1.6)

The time and mass averaged squared velocity of the system can then be expressed as

〈v2〉 =
GM

R
, (1.7)

where R is the radius of the system. For example, the Coma cluster has a radius of R = 1024

cm and consists of 800 galaxies, each with a mass of 109 solar masses (M�). Zwicky computed
the averaged velocity due to the luminous matter only and found√

〈v2〉 = 80 km/s. (1.8)

However, using redshift distortion, the measured velocities turned out to be much larger, at
least 1000-2000 km/s. To explain this discrepancy, Zwicky assumed the existence of a type
of matter that would add to the total mass of the system without being seen through the
telescope, i.e. DM. Clusters of Galaxies seam to be dominated by DM since Mcluster/Mvis ' 6.
Surprisingly,after forty years, the paper describing these measurements Die Rotverschiebung von
extragalaktischen Nebeln had only collected 10 citations. However, in 1980, new observations
could be linked to these results, intriguing the scientific community.
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Figure 1.1: Measurements of the rotation curve of the galaxy NGC 3196 with the known disk
and deduced halo component [3].

1.1.2 Galaxy rotation curves

In 1980, Vera Rubin, Kent Ford and Norbert Thonnard studied the dynamics of 21 galaxies
within a wide range of luminosities, masses and optical radii (L ∈ 3 × 109 − 2 × 1011 solar
luminosities (L�), M ∈ 1× 1010 − 2× 1012M� and R ∈ 4− 122 kpc) [2]. The rotation curves
of these galaxies were obtained by measuring emission lines from hydrogen (Hα), nitrogen
(NII) and sulfur (SII), elements in low-density gases and plasmas. The circular velocity Vc at
a distance R from the center of the galaxy is related to the inclosed mass M(r < R) in the
following way, using Newton’s law:

Vc =

√
GM(r < R)

R
. (1.9)

Thus, inside the galaxy, if the mass density ρ(~r) is constant and spherically symmetric (which
is the case for the bulge), the enclosed mass is

M(r < R) =

∫
V

ρ(~r)dV = ρ0R
3. (1.10)

And the circular velocity increases with the radius Vc(R) ∼ R. Outside the visible part of the
galaxy, we expect the circular velocity to decrease as Vc(R) ∼ R−1/2. However Rubin, Ford
and Thonnard measured that the velocity was staying approximately constant, even beyond
the optical edge of the galaxy. None of the galaxies had a falling rotation curve. A typical
rotation curve is the one of the galaxy NGC 3198, studied in [3], and shown in figure 1.1. This
rotation curve has been obtained by analyzing 21cm emission lines from hydrogen. The visible
matter only extends up to 10 kpc, but the roration curve continues to be flat up to 30 kpc.
The dynamics can not be explained by visible matter only. An exotic contribution has to be
added to make sense of the circular velocities at the edge of the galaxy, DM dominates also in
galaxies Mgal/Mvisi > 4. This led to the idea that Dark Matter forms a giant halo in which the
Galaxy disc in bathing in the middle.
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1.1.3 Halo models

Today we believe that DM constitutes 70-80% of the mass of galaxies. Different types of density
profiles for the halo have been proposed:

NFW : ρNFW(r) = ρs
rs
r

(
1 +

r

rs

)−2

Einasto : ρEin(r) = ρs exp

{
− 2

α

[(
r

rs

)α
− 1

]}
Isothermal : ρIso(r) =

ρs

1 + (r/rs)
2

Burkert : ρBur(r) =
ρs

(1 + r/rs)(1 + (r/rs)2)

Moore : ρMoo(r) = ρs

(rs
r

)1.16
(

1 +
r

rs

)−1.84

.

(1.11)

Each of these halo profiles have different motivations, based on observations or simulations.

• The Navarro Frenk and White profile [4] was proposed to fit dark matter haloes in N-
body simulations. Observations of the Milky Way and M31, the Andromeda galaxy, are
compatible with the NFW profile. The mass inside a radius R can be easily computed:

M =

∫ R

0

4πr2ρ(r)dr = 4πρ0R
2

(
ln

(
R + rs
R

)
− R

R + rs

)
. (1.12)

• The Einasto profile [5, 6, 7] can also well reproduce the DM profiles in simulations. In
addition, the density does not diverge at the center of the galaxy. EinastoB is a stepper
profile, which has been introduced in [9] in order to simulate the effects baryons could have
on the DM distribution [8]. The value of α = 0.11 is motivated by numerical simulations.

• The isothermal profile is used in astrophysics to describe the density of gas clouds, but
can also be used for DM density profile. Considering a perfect gas of DM in hydrostatical
equilibrium with constant temperature, we start with Poisson’s equation for r within the
distribution

∇2φ(r) = 4πGρ(r). (1.13)

Assuming spherical symmetry,

1

r2

d

dr

(
r2dφ(r)

dr

)
= 4πGρ(r) ⇒ dφ(r)

dr
=

4πG

r2

∫ r

0

x2ρ(x)dx. (1.14)

In addition, the law of perfect gases gives us

P (r) =
ρ(r)kBT0

mDM

, (1.15)

P (r) is the pressure, kB the Boltzmann constant and T0 the temperature of the DM gas.
And finally assuming hydrostatic equilibrium

∇P (r) = −ρ(r)∇φ(r) ⇒ dP (r)

dr
= −ρ(r)

dφ(r)

dr
, (1.16)
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DM halo parameters
DM halo α rs [kpc] ρs [GeV/cm3]
NFW − 24.42 0.184
Einasto 0.17 28.44 0.033
EinastoB 0.11 35.24 0.021
Isothermal − 4.38 1.387
Burkert − 12.67 0.712
Moore − 30.28 0.105

Table 1.1: The DM profile parameters to be plugged in the functional forms of eq. (1.11).

still with spherical symmetry. Replacing P (r) from equation 1.15 and dφ(r)/dr from
equation 1.14, we get

kBT0

mDM

dρ(r)

dr
= −4πG

r2

∫ r

0

x2ρ(x)dx. (1.17)

The solution to this equation is of the type ρ(r) = A/r2.

• The Burkert profile [10] on the other hand reproduces very well the rotation curves of
dwarf galaxies, which are known to be dominated by DM throughout. The Burkert profile
is an empirical law that resembles a pseudo-isothermal halo.

• The Moore halo profile [11] has a steep asymptotic slope. When it was proposed, it fitted
well simulations with both galactic and cluster-sized haloes and with higher precision than
the original ones of Navarro Frenk and White. More recent simulations though show that
this profile is too steep, but we will keep it as an extreme case in the following.

The parameters of these profiles are listed in table 1.1 and are shown in figure 1.2. For the
Milky Way, these specific values are derived as discussed in [9]: Assuming that the density of
DM at the location of the Sun r� = 8.33 kpc is ρ� = 0.3 GeV/cm3 and the total amount of DM
mass contained in 60 kpc is M60 = 4.7× 1011M�. Near the Galactic Center (GC), for r ∼ 10−3

kpc, the density of DM can change by one or two orders of magnitude depending on profile
chosen. This will induce large uncertainties on potential signals from DM annihilation (and
decay) in the galactic halo of the Milky Way. In fact, it is very difficult to measure directly the
DM contribution of rotation curves inside the bulge of galaxies, since baryonic matter is very
abundant at this location and DM is subdominant.

1.1.4 Bullet Cluster

All the effects discussed earlier could also be explained by theories of MOdified Newtonian
Dynamics (MOND). As presented in [12], Newton’s second law could be modified in such
a way that for large accelerations, the classical Newton dynamics is restored, but for small
accelerations, the circular velocity is constant. More precisely, ~F = mg~a is replaced by

~F = mgµ

(
a

a0

)
~a with µ

(
a

a0

� 1

)
' 1 and µ

(
a

a0

� 1

)
' a

a0

. (1.18)

This modified Newton law explains the flatness of rotation curves of galaxies at large distances
from the center using only baryons and eliminates the need for DM. In fact, in the case of
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Figure 1.2: Density of DM as a function of the radial distance to the GC for different profiles
(solid lines), as well as the modified inert part introduced in order simplify the treatment of very steep
profiles in computations of the cosmic ray flux from DM annihilations and decays (dotted lines) [9]. .

gravitational systems, equation 1.18 simplifies to

GMmg

r2
= mga0

(
v2

r

)2

⇒ v = 4
√
GM/a0 ∼ cst. (1.19)

The relativistic generalization of MOND contains new fields that could be interpreted as DM,
interacting gravitationally [13].

The best argument in favor of DM and against MOND is the Bullet Cluster, or the merging
galaxy cluster 1E0657-56 [14]. Two clusterss collide, the baryons stay at the center while the
gravitational potential has two lateral wells, as shown on figure 1.3. The visible matter, the hot
gas detected by Chandra in X-rays and represented in pink, is interacting after the collision,
while most of mass of the galaxies, observed through weak lensing in the optical images of
the Hubble Space Telescope and couloured in blue, is passing through. In addition, from this
system, one can deduce bounds on the self-interaction of DM [15]:

σ/mDM < 0.7 cm2/g = 1.3 barn/GeV. (1.20)

The Bullet Cluster is not the only example of merging galaxy clusters showing the properties
of DM. The train wreck and the baby bullet are also examples, as shown in figure 1.4.

1.1.5 Massive Astrophysical Compact Halo Objects (MACHOs)

Massive Astrophysical Compact Halo Objects or MACHOs are small baryonic astrophysical
objects drifting in the galaxy which emit almost no radiation and could play the role of DM.
Candidates for MACHOs include black holes, neutron stars, white dwarfs, very faint red dwarfs,
brown dwarfs or unassociated planets. They can be detected by gravitational microlensing of
stars in near satellite galaxies and at the GC: when a MACHO crosses the line of sight of
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Figure 1.3: Optical picture by the Hubble Space Telescope of the Bullet Cluster, where
the hot gas (pink), detected by its X-ray emission, seems to be lagging behind the essential part of
the mass of the cluster (blue), measured by gravitational lensing.

the star, it becomes brighter for a while, producing an anti-eclipse. Bounds on the mass of
MACHOs have been computed in [16] and [17] using samples from the EROS-2 project (a
MACHO dedicated project). MACHOs with masses

0.6× 10−7M� < M < 15M� (1.21)

are ruled out as a major component of the Milky Way Halo, as seen on figure 1.5. In fact, there
are not enough objects with masses M > 10−7M� to explain DM. In the end, this means that
the mass of one DM object has to be smaller than mDM < 10−7M� ' 1050 GeV.

DM has been introduced in order to explain the behavior of gravitational systems in astro-
physics, DM seams to dominate galaxies as well as clusters of galaxies. However, the nature of
DM can not be determined by astrophysical objects.

1.2 Dark Matter and Cosmology

After the historical discoveries in astrophysics at galactic scales, DM also became essential on
larger scales in cosmology. In fact, to explain our universe as a whole, DM is an important
ingredient.

Reminder of General Relativity

General Relativity in the form of Einstein’s equations relates space-time geometry and mass-
energy density of the universe

Gµν = Rµν −
1

2
gµνR = 8πGTµν + Λgµν , (1.22)
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Figure 1.4: Train Wreck (left) and Baby Bullet (right), two other examples of merging cluster
where the hot gas interacts in the middle while the DM has already passed through.

Λ is the cosmological constant, introduced by Einstein, which he later described as the worst
mistake of his life, gµν is the metric tensor from which the curvature can be derived. The line
element is

ds2 = gµν(x)dxµdxν . (1.23)

Gµν is a function of gµν and it’s derivatives (through the Christoffel symbols, as detailed in the
appendix) and contains all the information on the geometry of space-time. On the other hand,
Tµν is the energy-momentum tensor and is a function of all the matter fields. For a perfect
fluid, which is a good description of cosmological substances, we can write:

Tµν = (ρ+ p)UµUν + pgµν , (1.24)

where p is the pressure and ρ the density of the fluid. Uµ is the four velocity of the fluid.

Isotropic and homogeneous Friedmann-Robertson-Walker metric

Following the copernican principle which states that we are not in a special place in the universe
and since the universe appears isotropic around us, we can assume that the universe is isotropic
and homogeneous in every point. In practice this means that the line element can be written
as

ds2 = −dt2 + a2(t)dx2 (1.25)

and the metric as

dx2 =
1

1− kr2
+ r2(dθ2 + sin2 θdφ2), (1.26)

where t is the proper time measured by a comoving (i.e. with constant spatial coordinate)
observer, a(t) the scale factor and k the curvature of the spatial section. The scale factor a is
the same for all three directions in space and cannot depend on the position, since the universe
is assumed to be isotropic an homogenous. It can thus only be a function of time. Concerning
the curvature, for k = 0, the universe is flat, for k = −1 the universe is hyperbolic and for
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Figure 1.5: Bounds on the fraction f of the Milky Way halo’s mass which can consist of
MACHOs Results of microlensing surveys towards the Magellanic Clouds together with the region
identified by the MACHO collaboration in 2000 [18].

k = +1 spherical. The Hubble parameter, also called Hubble constant, measures the expansion
of the universe

H(t) =
1

a(t)

da(t)

dt
=
ȧ(t)

a(t)
. (1.27)

For this specific metric, the Einstein equations 1.22 becomes the Friedmann equations(
ȧ(t)

a(t)

)2

+
k

a2(t)
− Λ

3
=

8π

3
Gρ(t), (1.28)

2
ä(t)

a(t)
+

(
ȧ(t)

a(t)

)2

+
k

a2(t)
− Λ =− 8πGp(t), (1.29)

where ρ(t) is the energy density of the sum of all the matter, radiation, scalar field, etc..
contributions and p the pressure. They are related through the equation of state w

p(t) = wρ(t). (1.30)

For radiation the equation of state is w = 1/3, for matter w = 0 and for the cosmological
constant w = −1. In fact, the energy density of the cosmological constant is then ρΛ = −pΛ =

Λ
8πG

. On the other hand, the conservation of the energy-momentum tensor implies

∇µTµν = 0 ⇒ ρ̇(t) + 3 (ρ(t) + p(t))
ȧ(t)

a(t)
= 0. (1.31)

We recover Eulers continuity equation for a perfect fluid in curved space-time. Solving equations
1.28, 1.29 and 1.31 for each type of fluid (matter, radiation and cosmological constant) in a
universe without curvature, we obtain the following behavior of the energy-density and the
scale factor:

ρ(t) = ρ0

(
a(t)

a0

)−3(1+w)

a(t) = a0

(
t

t0

) 2
3(1+w)

. (1.32)
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More particularly, in a matter dominated universe, the density decreases with the scale factor

ρM(t) = ρ0M

(
a(t)

a0

)−3

=
1

6πGt2
, (1.33)

which is simply the dilution of volume due to the expansion of the universe or the first law of
thermodynamics. For radiation,

ρR(t) = ρ0R

(
a(t)

a0

)−4

=
3

32πGt2
, (1.34)

where we have the volume dilution and the redshift distortion which give the power a(t)−4. Both
ρM(t) and ρR(t) have a singularity at t = 0 which was the starting point for the elaboration of
the Big Bang theory. And finally, for the cosmological constant, as the name already announces,

ρΛ(t) = ρ0Λ. (1.35)

Defining the critical density ρc = 3H(t0)
8πG

, the abundances of matter, radiation and cosmological
constant today Ωi = ρi

ρc
, as well as Ωk = k

a2(t0)H2(t0)
the curvature abundance today, Friedmann’s

equation 1.28 at t = t0 becomes

ΩΛ + ΩM + ΩR + Ωk = 1. (1.36)

Thermodynamics of the universe

Another important ingredient in the understanding of cosmology is the kinetic theory in an
expanding universe, i.e. Boltzmann equations. The number density of particles is defined by
n = g

∫
d3p

(2π)3f(~p), where f is the probability to have a particle with momentum ~p and does

not depend on the position ~x since the universe is supposed to be homogeneous and with g the
number of spin states. The energy density is defined by ρ = g

∫
d3p

(2π)3Ef(~p). For bosons and
fermions, the distribution becomes

f(p) =
1

e
E−µ
T ± 1

with E =
√
p2 +m2, (1.37)

µ is the chemical potential. For bosons, we use the minus sign (Bose-Einstein distribution) and
for fermions the plus sign (Fermi-Dirac distribution). In the non-relativistic limit (m� T ),

n ' g

(
mxT

2π

)3/2

e−
mx
T , (1.38)

for both bosons and fermions, and in the relativistic limit (m� T ), for bosons

nB ' ζ(3)

π2
gxT

3 and ρB ' ζ(3)

30
gxT

4, (1.39)

For fermions, we simply have nF = 3
4
nB and ρF = 7

8
nB. These added factors take into account

Fermi blocking. In the primordial universe, at a certain temperature, certain species are rela-
tivistic (m � T ) and other one which are more massive are not. In the non-relativistic case,
if µ� T , the energy density ρ decreases exponentially and thus at equilibrium the number of
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non-relativistic particles is negligible with respect to the number of relativistic particles. Adding
up all the contributions from relativistic bosons and fermions, the density in the primordial
universe as a function of the temperature T is

ρ(T ) =
π2

30
g∗(T )T 4 with g∗(T ) =

Nb∑
i=1

gi

(
T bi
T

)4

+
7

8

Nf∑
i=1

gi

(
T fi
T

)4

, (1.40)

g∗(T ) accounts for the effective number of degree of freedom. At equilibrium all the temper-
atures are equal T b1 = T b2 = .. = T bNb = T f1 = ... = T fNf . It is however possible that one

species interacts to waekly (neutrinos for example) and quits thermal equilibrium and thus has
a different temperature. The entropy can also be computed and for relativistic species is

s(T ) =
2π2

45
g∗sT

3 with g∗(T ) =

Nb∑
i=1

gi

(
T bi
T

)3

+
7

8

Nf∑
i=1

gi

(
T fi
T

)3

. (1.41)

The Boltzmann equation in an expanding universe and with a collision term Icoll is written as

∂n

∂t
−H~p∂n

∂~p
= Icoll. (1.42)

In fact, the second term on the l.h.s of the equation represents the dilution by the expansion
of the universe. Assuming that the collision term is zero at equilibrium and that the system
tends to go to equilibrium, we define N =

∫
d3p n(p), and the Boltzmann equation becomes

∂N

∂t
+ 3HN = −Γ(N −Neq), (1.43)

Neq is the equilibrium solution and Γ the interaction rate. There are two types of equilibrium:

• the kinetic equilibrium (or thermal equilibrium), characterized by the temperature T and
where the particles exchange energy, the energy density being constant. A departure from
kinetic equilibrium is called decoupling.

• the chemical equilibrium, characterized by the chemical potential, where the different
species change number, but the number density stays constant. A departure from chemical
equilibrium is called freeze-out.

The decoupling of one species with the thermal bath occurs when the interaction rate is larger
than the expansion rate of the universe, i.e Γ ∼ H.

1.2.1 Cosmic Microwave Background Radiation

After the Big Bang, our Universe expanded and cooled down. During this evolution, differ-
ent particle species leave thermal equilibrium. Around T ∼ 3000 K, when the universe was
only 380,000 years old (redshift of z = 1100), photons decouple and form the Cosmic Mi-
crowave Background Radiation (CMBR). Since then the decoupled photons traveled almost
freely through space and give us today useful information about the history of the universe
and its composition. Today this radiation has a temperature of 2.725 K which corresponds to
microwave frequencies and has been discovered by accident by Arno Penzias and Robert Wilson
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Figure 1.6: Left: temperature measurement of the CMB from COBE [23] with the spectrum
of a blackbody at a temperature T = 2.725. Right: dipole map of the CMB from WMAP [24].
CMB maps represent the celestial sphere with a Mollweide projection, which conserves surfaces.

in 1964 [19] who were awarded with the Nobel price for this discovery in 1978. Until 1990, the
CMBR had only been observed by antennas on Earth or ballons in the upper atmosphere (the
Boomerang experiment). Then, the satellite COBE (COsmic Background Explorer) [20] was
put into orbit with an angular resolution of 7◦ and in 2001 the WMAP (Wilkinson Microwave
Anisotropy Probe) [21] satellite with a resolution of 0.23◦. More recently, the Planck satellite
[22] with a resolution of 5’ was launched in 2009 and first results were published in 2013.

In first approximation, the CMBR is perfectly homogeneous and isotropic. The photons
were in thermal equilibrium during decoupling and thus the spectrum is a perfect black body
with a temperature of T = 2.725± 0.001 K, as shown on left panel of figure 1.6. In fact, for a
black body, the intensity as a function of frequency ν is given by

I(ν) =
4π~ν3

e
2π~ν
kBT − 1

, (1.44)

~ the reduced Planck constant, kB Boltzmann’s content and T the temperature of the black
body. To the second order, there is a dipolar anisotropy due the motion of our galaxy (and
even solar system and Earth) with respect to the last scattering surface (LSS) of the CMB
photons, as shown on the right panel of 1.6. From this dipole contribution, we can deduce that
the Milky Way’s velocity is of 370 km/s towards the Virgo constellation. After subtracting
this contribution, anisotropies caused by the radiation emissions in our galaxies appear. After
removing them, we can see the actual CMB anisotropies which are of the order ∆T/T ∼ 10−5,
shown on the left panel of figure 1.7.

The map of the temperature anisotropies of the CMB is a picture (a negative to be more
precise) of the density distribution in the early universe. To extract information from these
maps on our universe, we do not measure the absolute temperature at each point in the sky, but
the temperature differences between two different points. We obtain the temperature variation
in a certain angular direction (θ, φ) with respect to the averaged temperature and then we
decompose it in spherical harmonics Ylm(θ, φ)

∆T (θ, φ)

T
=
∑
l,m

almYlm(θ, φ). (1.45)
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Figure 1.7: Left: CMB temperature anisotropy map measured by the satellite Planck [22].
Right: CMB temperature power spectrum as a function of the multipole l or the angular scale
measured by Planck [25].

The two-point correlation function is then〈
∆T (θ, φ)

T

∆T (θ′, φ′)

T

〉
=
∑
l,m

∑
l′,m′

〈alma∗l′m′〉Ylm(θ, φ)Y ∗l′m′(θ
′, φ′). (1.46)

Assuming that the universe is isotropic, 〈alma∗l′m′〉 = Clδll′δmm′ is independent of m. Cl cor-
responds to amplitude of the multipole l and is called the power spectrum. The temperature
power spectrum measured by Planck is shown in figure 1.7 on the right side.

The EE polarization spectrum and TE temperature-polarization cross-spectrum have also
been computed by the Planck collaboration and different cosmological parameters can be de-
duced [26] (in a ΛCDM model, where CDM stands for cold dark matter, which will be discussed
later), in particular:

ΩM = 0.3156± 0.0091 and Ωbh
2 = 0.02225± 0.00016, (1.47)

where Ωb is the baryon abundance and h is the reduced Hubble constant defined by H0 = 100h
(km/s)/Mpc and H0 = 67.27± 0.66 (km/s)/Mpc. Baryons affect the minimum et maximum of
the temperature fluctuations and thus change the relative heights of the CMB peaks.
To summarize, 26.8 % of the energy budget of the universe is made of DM, i.e. massive matter
without a collision term in the Boltzmann equation, only 4% are baryons (and 68.3 % of dark
energy, assumed to be a cosmological constant).

1.2.2 Big Bang Nucleosynthesis (BBN)

The theory of BBN gives a description of the abundances of light nuclei that formed during the
first 10-20 seconds after the Big Bang. It provides us with a measurement of Ωb, independent
from the one obtained by the CMB power spectrum.

First let us describe the thermodynamical history of the universe shortly after the Big Bang.
When the universe reaches a temperature of T ∼ 200 MeV, the plasma of quarks and gluons
starts to form protons and neutron, it’s the strong phase transition. The plasma is then formed
of p, n, e±, γ, ν and ν̄. Around 1-4 MeV (which corresponds to the binding energy per nucleon),
nucleons start to form. For temperatures under 1 MeV, the universe is essentially made of light
nuclei H, 2H=D, 3H, 3He, 4He, 7Li and of course still e±, γ, ν and ν̄. Today, in the cores of stars
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Figure 1.8: The binding energy per nucleon for elements [27] from hydrogen to uranium. Notice
that iron 58Fe is the most stable element.

nucleosynthesis continues to form heavier atoms which have to be subtracted in measurements
in order to obtain the primordial abundances.

When protons and neutrons form a nucleus, energy in the amount of the binding energy is
emitted. For an element X containing Z protons and A− Z neutrons, the binding energy is

BA = Zmp + (A− Z)mn −mX > 0, (1.48)

where mp and mn are the masses of the proton and the neutron respectively. We now want to
compute the abundances of light elements defined as

XA =
AnA
nB

, (1.49)

where nA is the concentration of nuclei A and nB the concentration of all baryons in the
universe. The first reaction to take place is p + n → D + γ. At thermal equilibrium, the
chemical potentials satisfy µp + µn = µD + µγ and µγ = 0 because the photon is a massless
particle. The number density of the different particles involved are, as we are in the relativistic
limit,

np = gp

(
mpT

2π

)3/2

e−
mp−µp

T , (1.50)

nn = gn

(
mnT

2π

)3/2

e−
mn−µn

T , (1.51)

nD = gD

(
mDT

2π

)3/2

e−
mD−µD

T . (1.52)

We deduce the Saha equation, written as

npnn
nD

∼
(
mpT

2π

)3/2

e−

=BD︷ ︸︸ ︷
mp +mn −mD

T , (1.53)
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where BD ' 2.23 eV is the binding energy of deuterium. We can assume that the number
of protons and neutrons is the same at high temperature, the reactions n + νe ↔ p + e− and
n+ e+ ↔ p+ ν̄e being in equilibrium. Then,

np '
(
mpT

2π

)3/2

e−
BD
T , (1.54)

and from observations we can estimate the ratio of baryons (essentially protons) and photons
η = nB

nγ
= 6× 10−10. This means that a very small number of baryons has not been annihilated

by the corresponding antibaryon and form the matter from which we are made of. The reason
for this asymmetry between matter and antimatter is still a mystery and may be explained by
leptogenesis scenarios. For our calculation, this means that np ∼ ηn3

γ and thus the decoupling
temperature for neutrons is T = 0.73 MeV. From this moment on the number of neutrons and
protons are not the same anymore

np
nn
∼ e−

=1.293 MeV︷ ︸︸ ︷
mn −mp

T . (1.55)

The abundances of protons and neutrons for T < 0.73 MeV are Xn = 1/7 and Xp = 6/7.
Since the neutron’s lifetime is 15 min and the universe is only 4.5 min old at that time, all
the neutrons will end up in nuclei, more specifically in 4He because it maximizes the binding
energy per nucleon for light elements, as seen on figure 1.8. And finally, under this assumption,
we can compute the abundance of 4He

X4 =
4n4He

nn + np
=

2nn
nn + np

=
2

7
∼ 0.25. (1.56)

Helium represents 25% of the baryons in our universe, this is the prediction of hot Big Bang
Nucleosynthesis and is in very good agreement with measurements, as shown on figure 1.9.

The total amount of baryons can be determined by the absorption of quasar light (the so-
called Lymann-α forest). In particular, the abundance of deuterium, a very sensitive indicator
of the baryon density, has been measured and agrees extremely well with the prediction of BBN
and the measurements of CMB anisotropies.

1.2.3 Structure formation

Before recombination, due to the pressure of photons in the plasma, baryons are not able to
grow structures. However, if structures start to form only after recombination, there is not
enough time for them to grow galaxies and clusters. Another massive fluid (DM) is needed to
create the potential well in which the baryons can then fall and form the observed structures:

• hot DM is relativistic when galactic size perturbations enter into the horizon
ctU = λgal (T ∼ 1 keV). Galaxy size inhomogeneities do not survive in this case and
superclusters had to form first and then galaxies later.

• warm DM is semi-relativistic when (T ∼ 1 keV) and inhomogeneities of dwarf-galaxies
size and larger survive.
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Figure 1.9: Abundance of light elements as a function of the density of ordinary matter in the
universe ρb/ργ in a BBN scenario. The vertical red line represents the measurement of the density of
ordinary matter by WMAP and the red circles the measurements of the abundance of elements today.
The abundance of deuterium is highly dependent on the ordinary matter density [28].

• cold DM is non-relativistic when (T ∼ 1 keV) and inhomogeneities much smaller than
galaxy size survive. Galaxies and clusters form in a “bottom-up”scenario by coalescence
of smaller structures which from first. Small structures remain in the larger ones (DM
mini-halos within galaxies).

Both cold and warm DM scenarios are in good agreement with observations of the CMB,
clusters and galaxy counts, gravitational lensing and Lyman α forest, as shown in figure 1.10.
In fact, hot DM is ruled out because of the lack of small structures.

Small Scale controversies of CDM

In cosmology, the model of cold DM with a cosmological constant Λ, the so-called ΛCDM model
is very popular. In fact, as we have seen earlier, the CMB peaks can be very well explained in
this case. However, when comparing simulations to observations, a few discrepancies arise at
galactic scale:

• Very high resolution DM-only simulations find massive dense subhalos, which should have
lots of stars in them, but none of the observed satellites of the Milky Way or Andromeda
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Figure 1.10: Density fluctuations in cold and hot DM scenarios with measurements from
CMB, cluster and galaxy counts, gravitational lensing and intergalactic gas clumping. If DM is hot
observed substructures can not form [29].

have stars moving as fast as expected in these very dense subhalos. This is known as the
too big too fail problem. It is not clear how baryons would affect these simulations, they
may fix the problem. Other solutions would be to consider DM self-interaction or warm
DM.

• Even though the number count of galaxies seams to agree between cold DM simulations
and observations, the number of dwarf galaxies differs by an order of magnitude. In fact,
DM simulations predict that a galaxy of the size of the Milky Way should host hundreds
of satellite galaxies, while observations show a much lower number. This is known as
the missing satellite problem. There are two ways out of it without refusing the cold DM
scenario: either the dwarf galaxies are there, but they are not luminous enough to be seen
by our telescope. In other words, they did not attract enough baryons to form stars and
to be detected. Or, the dwarf galaxies have been tidally stripped apart by larger galaxies
and are not there anymore. In the warm DM scenario, small scales are suppressed and
dwarf galaxies do not form in such a large number and the simulations would agree more
with observations.

• As we have seen in section 1.1.3, N-body simulations of CDM tend to predict a cusp
distribution at the center of the galaxy while observation hint towards a cored profile.
This is known as the cusp/core problem [30]. Again, it is not clear how baryons would
affect the cold DM distribution near the GC, while warm or self interacting DM could
explain the cored distribution at the center of the galaxies.
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1.2.4 Baryon acoustic oscillation (BAO)

In the primordial plasma, two counterbalancing forces create oscillation: gravity and radiation
pressure. If we have a spherical overdensity, an acoustic wave will travel outwards, while the
DM stays in the center. This sound wave travels at a speed

cs =
c√

3(1 +R)
with R =

3ρb(z)

4ργ(z)
∼ Ωb

(1 + z)
. (1.57)

Then at recombination (zrec = 1300), when the universe becomes neutral, which is around
the same time as the photons decouple (zdec = 1100), the photons radiate away, releasing the
pressure in the baryonic plasma. Thus, the spherical sound wave leaves a shell of bayons at a
certain radius rs and DM will also clump there. Finally we have two overdensities: the initial
one at the center and one on the shell. This radius rs is equal to sound horizon, which is the
comoving distance a sound wave could have travelled in the photon-baryon plasma by the time
of decoupling and is related to the abundances of matter an baryons

rs =

∫ ∞
zeq

cs
H(z)

dz =
1√

ΩmH0

2c√
3zeqReq

ln

(√
1 +Rrec +

√
Rrec +Req

1 +
√
Req

)
, (1.58)

where zeq = Ωm
Ωγ

is the redshift of the matter-radiation equality. This radius rs is then stretched

out by the expansion of the universe. If there is a galaxy at the center of the shell, there an
increased probability of finding another galaxy at a distance rs, in other words, we should find
a bump in the two-point correlation function of galaxies at radius rs. Using the abundances
measured by the CMB, we find that rs = 150 Mpc = 105 h−1 Mpc. As shown on figure 1.11,
the measured value of rs is in perfect agreement with the predictions and shows the need for
a DM fluid. In fact without DM, all the baryons would have drifted away from the central
density.

1.2.5 WIMP miracle

After 80 years, we do not know a lot about dark matter. Assuming that DM is in elementary
particle, we know that

• DM is massive,

• DM is stable, the lifetime has to be larger than the age of the universe,

• the mass is the interval 10−31 ≤ mDM ≤ 1050 GeV. The lower bound comes from a DM
model called fuzzy cold dark matter [32], where DM is extremely light scalar particle.
For particles having reached equilibrium 0.2− 0.7× 10−6 GeV ≤ mDM depending on the
bosonsic or fermionic nature of DM [33].

• DM is collisionless or at least satisfies the bounds from the bullet cluster σ/m ≤ 0.1
cm2/g.

• DM is dissipationless, as opposed to baryons which cool down by radiating energy and
collapse in a disk. DM should also be neutral. If DM is charged it has to be very heavy
and with a very small electromagnetic coupling (Milli-charged DM, electric and magnetic
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Figure 1.11: Measurements of the two point correlation function of galaxies from the SDSS
LRG galaxy sample. The coloured lines show the prediction in a universe with Ωmh

2 = 0.12, 0.13 and
0.14 (from top to bottom), all with Ωbh

2 = 0.024. The black line shows the prediction of the correlation
function in a universe with only CDM (Ωb = 0) [31] .

dipole DM, anapole DM). In fact, Charged Massive Particles (CHAMPs) with a mass
of the order of ∼ 108 TeV behave nearly as collisionless DM since magnetic fields would
prevent these particles in the halo from entering or staying in the galactic disk. CMB and
observations of large scale structure formation constrain the mili-charge of DM to be

Q2
DM . 3.24× 10−12α

(mDM

GeV

)
, (1.59)

where α is the electromagnetic coupling constant [34].

• The abundance of DM has to explain the CMB peaks.

Let us assume DM is made of elementary particles which where in thermal equilibrium. We
want to compute the relic abundance of these particles today. We start with the Boltzmann
equation 1.43, with n the particle number density of DM

dn

dt
+ 3Hn = −〈σv〉

(
n2 − (neq)2

)
, (1.60)

neq is the number density at equilibrium. Let us consider the non-relativistic regime T < mDM,
so

neq =

(
mDMT

2π

)3/2

e−mDM/T . (1.61)

We introduce the variables Y = n/s and Y eq = neq/s where s is the entropy density described
by equation 1.41. Entropy is conserved per co-moving volume (sa3 =constant) and thus we can
write dn

dt
+ 3Hn = sẎ and replace the left hand side of equation 1.60

sẎ = −〈σv〉 s2
(
Y − (Y eq)2

)
. (1.62)
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We now define the variable x = mDM/T and the equation becomes

dY

dx
= −〈σv〉 s

Hx

(
Y − (Y eq)2

)
. (1.63)

For heavy DM, the thermally-average cross-section can be approximated by a non-relativistic
expansion in powers of v2,

〈σv〉 = a+ b
〈
v2
〉

+O(〈v4〉) ' a+
6b

x
, (1.64)

and the Botzmann equation in terms of ∆ = Y − Y eq becomes

d∆

dx
= −dY

eq

dx
−
√
πg∗
45

mDMMpl

(
a+

6b

x

)
1

x2︸ ︷︷ ︸
=f(x)

∆(2Y eq + ∆), (1.65)

where we used the fact that the early universe has no curvature and the energy density of the
cosmological constant is negligible. Friedmann’s equation 1.28 gives us the rate of expansion
of the universe

H2 =
8πG

3
ρ = 1.66

√
g∗
T 2

Mpl

, (1.66)

with G = 1/M2
pl and Mpl the Planck mass. We are now interested in the temperature of freeze-

out of the relic DM Tf.o. and the related variable xf.o. = mDM/Tf.o.. Equation 1.65 has an
analytical solution in two regimes (long before or long after the freeze-out)

x� xf.o. ⇒ ∆ = − d∆/dx

2f(x)Y eq
, (1.67)

x� xf.o. ⇒ ∆ = −f(x)∆2. (1.68)

Integrating the second equation between xf.o and ∞ and using ∆(xf.o.)� ∆(∞), we get

Y −1
∞ =

√
πg∗
45

MplmDM

xf.o.

(
a+

3b

xf.o

)
. (1.69)

The present density of DM is given by ρDM = mMDnDM = mDMs0Y∞ with s0 = 2889.2 cm−3

the present entropy density for Standard Model particles, in particular considering three Dirac
neutrinos. The relic density of DM is then

ΩDMh
2 =

ρDM
ρc

h2 ' 1.07× 109GeV−1

Mpl

xf.o.√
g∗

1

a+ 3b/xf.o
, (1.70)

g∗ has to be evaluated at the freeze-out temperature. The relic density of DM is inversely
proportional to the annihilation cross-section, as shown on figure 1.12. The freeze-out variable
xf.o. can be estimated through the iterative solution of the equation

xf.o. = ln

(
c(c+ 2)

√
45

8

g

2π

mDMMpl(a+ 6b/xf.o.)√
g∗xf.o.

)
, (1.71)

c is a constant around ∼ 1/2− 1 obtained by matching the late- and early-time solutions. The
result is not dramatically affected by the value of this constant. If we want to estimate the
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Figure 1.12: The comoving number density of relic DM as a function of x = mDM/T . After
freeze-out, the comoving number density stays constant and depends on the annihilation cross-section
[38]. Increasing 〈σv〉 leads to a smaller relic abundance.

order of magnitude of the abundance of DM from a thermal relic (mass is of the order of a few
GeV to few TeV), we get

ΩDM ' 0.2
3× 10−26cm3/s

〈σAv〉
. (1.72)

The weak annihilation cross-section is of the order 〈σAv〉 ' G2
FT

2 ' 3 × 10−26cm3/s, with
GF the Fermi constant. So, we have found that a particle with a “heavy” mass with a weak
annihilation cross-section would reproduce the DM abundance observed in our universe. This
particle is called a Weakly Interacting Massive Particle, or WIMP. The fact that the thermal
relic abundance of these WIMPs corresponds to the DM abundance is named the WIMP mira-
cle. In [35], Lee and Weinberg assumed that ΩDM = 1 and found that the DM mass should be
greater than 2 GeV. With the abundance obtained today the typical WIMP should be greater
than 4 GeV. WIMPs are thus cold DM candidates. The upper limit on the WIMP mass is
given by the so-called unitarity bound. In fact, if we assume the partial-wave unitarity of the
S matrix, the correct thermal cross-section can only be obtained for masses smaller than 340
TeV, assuming ΩDM = 1 [36]. Taking into account the relic density measured by recent CMB
experiments, one gets mWIMP . 80− 120 TeV.

If there are enough particles nearly degenerate with the DM thermal relic, but with masses
m slightly greater than mDM and if the mass difference ∆m = m−mDM . Tf.o, then they are
thermally accessible and their coannihilation into SM particle will affect the relic abundance of
DM and have to be taken into account in the calculation [37].

1.3 Dark Matter and Particle Physics

The Standard Model (SM) of particle physics is based on a SU(3)c⊗ SU(2)L⊗U(1)Y symme-
try group, where SU(3)c describes the strong interaction called Quantum Chromodynamics,
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SU(2)L⊗U(1)Y the electroweak interactions (Y the weak hypercharge Y = B+S+C+B′+T ,
with B the baryon number, S the strangeness, C the charmness, B′ the bottomness and T is
topness). This group undergoes a spontaneous symmetry breaking

SU(3)c ⊗ SU(2)L ⊗ U(1)Y → SU(3)c ⊗ U(1)Q, (1.73)

where Q is the electric charge generator. In the SM of particle physics, matter consists of
fermions, namely quarks and leptons. The left-handed quarks fall onto in three Su(2)L doublets
of quarks

Qu =

(
uL
d′L

)
, Qc =

(
cL
s′L

)
and Qt =

(
tL
b′L

)
. (1.74)

with quantum numbers (3, 2, 1/6) under SU(3)c⊗ SU(2)L⊗U(1)Y . The quarks have a baryon
number B = 1/3 and a lepton number L = 0. In the bottom line the prime ′ denotes weak
eigenstates which are related to mass eigenstates through the Cabbibo-Kobayashi-Maskawa
(CKM) matrix (which we do not need to explicit here)d′s′

b′

 = V̂CKM

ds
b

 . (1.75)

The left-handed leptons are also arranged in three generations of SU(2)L

Le =

(
νeL
eL

)
, Lµ =

(
νµL
µL

)
and Lτ =

(
ντL
τL

)
(1.76)

wit quantum number (1, 2,−1/2) under SU(3)c⊗SU(2)L⊗U(1)Y . Leptons have baryon number
B = 0 and lepton number L = 1. All the right-handed fields (three up-type quarks Uα, three
down-type quarks Dα and three charged leptons Eα) are singlets under SU(2)L, right-handed
neutrinos are not present in the SM. Each particle has also an antiparticle with the same mass
and opposite quantum numbers.
In the SM, interactions are mediated by bosons: gluons for the strong interaction, W±, Z0, γ
and the Higgs field H0 for the electroweak interaction. The mass of the gauge bosons and the
Higgs boson are generated by the spontaneous symmetry breaking of the SM group. A few
more details can be found in the appendix.

In the SM there is no DM candidate so far, so we have to turn to models beyond the
SM. For example, neutrinos are massless in the SM, however there is strong evidence from
the observation of atmospheric and solar neutrinos that neutrinos oscillate from one family to
another. This is only possible if they are massive. In a minimal extension of the SM, it is
possible to add a neutrino mass term to the lagrangian and thus neutrinos may become ideal
DM candidates, because of their very weak interactions with other SM particles. This turns
out not to be the case. In fact, since neutrinos are fermions, they follow the Pauli exclusion
principle and we can compute the number of neutrinos able to fit inside the potential well of a
galaxy, assuming all energy levels are occupied

Nν ≤
1

2π

1

~3

∫
d3pd3x ∼ p3r3 ∼ (mνv)3r3, (1.77)

with r the radius of the galactic potential and v the velocity of the neutrinos (as well as the
stars). The total mass of the neutrino halo can be

Mν ≤ mνNν ∼ m4
νv

3r3. (1.78)
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If we want to explain the rotation curves with the gravitational effect of neutrinos only, we
have

M ∼ rv2

G
≤ mνNν ∼ m4

νv
3r3, (1.79)

using Newton’s second law. In the end, we find that the mass of neutrinos has to be at least

mν ≥
(

1

Gvr2

)1/4

' 120

(
100 km/s

v

)1/4(
kpc

r

)1/2

eV. (1.80)

For a galaxy like the Milky Way, at the position of Sun r ∼ 10 kpc v ∼ 200 km/s and thus we
need neutrinos to have a mass mν ≥ 30 eV. For dwarf galaxies, which are dominated by DM,
this conditions becomes mν ≥ 1 keV. Experiments show that mνe < 2.3 eV at 95% C.L. [39].
The mass limits on the other two neutrinos by direct measurements are not as good as the one
of the electron neutrino, but the mass difference between the first and the third neutrino mass
eigenstates is of the order ∆m2

31 ' 3 × 10−3 eV2 from accelerator neutrino experiments and
even ∆m2

21 ' 7×10−5 eV2 for the second and first eigenstates form solar neutrinos experiments
[40]. So neutrinos, even if they have a mass cannot explain rotation curves of galaxies. On top
of that, the neutrino contribution to the energy of the Universe is

Ωνh
2 =

∑
kmk

94.14 eV
< ΩDMh

2, (1.81)

and thus neutrinos are not abundant enough in our Universe to explain DM and they would
constitute hot DM.
Form a theoretical point of view, the SM of particle physics does have a few issues. For example,
the weak and Planck energy scales are very different. This is called the hierarchy problem. This
is illustrated when adding radiative corrections to the Higgs mass: the first correction is the top
loop, which has to be integrated up to the cut off scale, the Planck scale. Thus the Higgs mass
is expected to be of the order of the Planck scale. However, the LHC measured the Higgs mass
to be 125 GeV, which is more than 15 orders of magnitude below the Planck scale. In particle
physics, theories beyond the SM include very good DM candidates, with different masses and
interaction cross-sections, a selection is presented in figure 1.13. We will now discuss the most
popular ones in more detail.

1.3.1 Sterile neutrinos

Only left-handed neutrinos are present in the SM, right-handed neutrinos have never been ob-
served. It may be that right-handed neutrinos do not exists or it may be that their interactions
with other particles are simply too weak. In that case, they would be singlets under all gauge
interactions and are thus called sterile neutrino, as opposed to the three active neutrinos, which
are members of weak isospin doublets. Adding 1, 2 or 3 sterile neutrinos could explain the mass
and the oscillations of the active ones, as well as provide a viable DM candidate.
In the most general case, if we add right-handed neutrinos νR, we can add a Dirac-Majorana
mass term to the lagrangian

LD+M
mass = LDmass + LML

mass + LMR
mass, (1.82)

where LDmass = −mDν̄RνL + h.c. is the Dirac mass term, LML
mass = 1

2
mLν

T
LC
†νL + h.c is the

Majorana mass term with left-handed neutrinos and LMR
mass = 1

2
mRν

T
RC
†νR+h.c is the Majorana
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Figure 1.13: The wide range of DM candidates in particle physics models expressed in terms of
mass and self-interaction cross-section [41].

mass term with right-handed neutrinos. If we consider m right-handed neutrinos, we can write
the lagrangian 1.82 in terms of

N ′L =

(
ν ′L
ν ′cR

)
with ν ′L =

ν ′eLν ′µL
ν ′τL

 and ν ′cR =


ν ′c1R
.
.
.

ν ′cmR

 (1.83)

and it becomes

LD+M
mass =

1

2
N ′TL C

†MD+MN ′L + h.c. with MD+M =

(
ML (MD)T

MD MR

)
. (1.84)

In general, MD is a 3 × m matrix and MR and ML are m × m symmetric matrices. An
interesting case is when ML = 0, because we can diagonalize the mass term matrix MD+M and
we get m+ 3 massive Majorana neutrinos if the eigenvalues of MR are larger than the ones of
MD. In fact, in this approximation, the mass term is

MD+M =

(
−MD(MR)−1(MD)T 0

0 MR

)
. (1.85)

The left-handed neutrinos have a light mass while the right-handed neutrinos are much heavier,
this is called the Seesaw mechanism. In fact increasing the eigenvalues of MR pushes the masses
of the sterile neutrinos up and those of active neutrinos down, just as if they sat on a seesaw.
The weak interactions of sterile neutrinos are suppressed and thus their interaction cross-section
is small enough to satisfy the bounds from the bullet cluster. The CMB is also sensitive to the
number of relativistic degrees of freedom, Planck has also measured that the effective number
of neutrino species is Neff = 3.15 ± 0.23 in agreement with the SM value of 3.046. So, sterile
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Figure 1.14: Feynman diagram of the decay of a sterile neutrino Ni into a active neutrino να
and a photon.

neutrino should be non-relativistic. In the minimal extension of the standard model νMSM,
we only need to add 3 strile neutrinos in order to address the problems of neutrino oscillations,
the baryon asymmetry and the nature of DM [42]. If DM is made of one type of the sterile
neutrinos then they can decay through the diagram in figure 1.14 and their lifetime is

τνR1
= 5× 1026 sec

(
10−8

Θ2
α1

)(
1 keV

mνR1

)5

, (1.86)

with Θα1 the mixing of the sterile neutrino with the active neutrinos. They are produced by
active-sterile neutrino oscillations and their abundance is

ΩνR1
h2 ' 0.1

(
Θ2
α1

10−8

)2 ( mνR1

1 keV

)
(1.87)

Typically their mass is around 1 keV and are warm DM candidates [43]. However, the pa-
rameter space allowing their thermal production has been ruled out by X-ray and Lymann-α
observations. In order to maintain a viable DM candidate a lepton asymmetry has to be
assumed.

1.3.2 Axions

Axions have been introduced to solve the strong CP problem. In fact, the QCD lagrangian
reads

LQCD = −1

2
Tr(FµνF

µν) + θ
g2

32π2
F a
µνF̃

µνa + ψ̄(iγµDµ −meiθ
′γ5)ψ. (1.88)

The first term defines the gluon dynamics, the second one the QCD vacuum (CP violating) and
the last one the kinetic and mass term of quarks. We would expect θ ∼ O(1), but the electric
dipole moment of the neutron is directly related to this parameter

|dn| ' 5× 10−16θ (1.89)

and experimentally |dn| < 10−25, thus θ < 10−10. The fact that θ is so small is called the strong
CP problem. Peccei and Quinn introduced a global U(1)PQ symmetry which spontaneously
breaks at a large energy scale E [44]. θ = a/fa becomes a dynamical variable, where a is the
axion field and fa the decay constant and the QCD lagrangian becomes

LQCD = −1

2
Tr(FµνF

µν) + ψ̄(iγµDµ −meiθ
′γ5)ψ +

(
θ − a

fa

)
g2

32π2
F a
µνF̃

µνa +
1

2
∂µ∂

µa. (1.90)
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superfield SM particle Spin Superpartner Spin SU(3)c ⊗ SU(2)L ⊗ U(1)Y

Qα

(
uL
dL

)
1/2

(
ũL
d̃L

)
0 (3, 2, 1/6)

U cα ūR 1/2 ũ∗R 0 (3̄, 1,−2/3)

Dc
α d̄R 1/2 d̃∗R 0 (3̄, 1, 1/3)

Lα

(
νL
eL

)
1/2

(
ν̃L
ẽL

)
0 (1, 2,−1/2)

Ecα ēR 1/2 ẽ∗R 0 (1, 1, 1)

H1 H1 0 H̃1 1/2 (1, 2,+1/2)

H2 H2 0 H̃2 1/2 (1, 2,−1/2)

Ga g 1 g̃ 1/2 (8, 1, 0)

Wi Wi 1 W̃i 1/2 (1, 3, 0)

B B 1 B̃ 1/2 (1, 1, 0)

Table 1.2: Field content of the minimal supersymmetric standard model: SM fields and
superpartners, adapted from [47].

When the universe cools down, around the QCD epoch T < 1 GeV, the vacuum effects tilt the
potential, explicitly breaking the symmetry and the axion gets a mass ma ∼ fπmπ

fa
and the CP

symmetry is restored [45, 46]. The coherent oscillations of the axion field create a condensate,
with density

Ωah
2 ' 0.3

(
fa

1012 GeV

)7/6

' 10−5 eV

ma

. (1.91)

Even though the mass of the axion is very small ma ∼ 10−(6−2) eV, their velocity today is of
the order va ∼ 10−17c and thus are a good cold DM candidate. They could also be produced
thermally, but would be hot DM and not be abundant enough.

1.3.3 Supersymmetric candidates

Supersymmetry, consisting of introducing a symmetry relating bosons and fermions, is a way
to solve the hierarchy problem, the huge difference between the electroweak and Planck energy
scales, illustrated by the radiative directions to the mass of the Higgs boson. Fermion masses
increase only logarithmically, but scalar masses increase quadratically with energy. Adding
supersymmetric particles with similar masses but opposite spin, allows to write the radiative
correction to the higgs mass as

δm2
s ∼

( α
2π

)
(Λ2 +m2

B)−
( α

2π

)
(Λ2 +m2

F ) =
( α

2π

)
(m2

B −m2
F ), (1.92)

where Λ is the high-energy cut-off of new physics. The new generator Q changes fermions into
bosons and vise-versa

Q |fermion〉 = |boson〉 and Q |boson〉 = |fermion〉 . (1.93)

The minimal supersymmetric extension of the standard model or Minimal Supersymmetric
Standard Model (MSSM) has one supersymmetric field for each SM particle. It is the minimal
number of SUSY particles necessary to include all the SM fields: quarks and leptons get scalar
superpartner, namely squarks and sleptons, to each gauge field a fermonic superpartners is
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associated, called gluinos, winos and binos and finally there is an additional Higgs field and
thus one 1/2 spin higgsino to each Higgs boson. In this way, both up- and down-type quarks
get masses at electroweak symmetry breaking. All these fields and particle eigenstates are
presented in table 1.2 and 1.3. An important feature in SUSY is the conservation of R-parity,
introduced to counter the proton decay and where R is a new quantum number defined as

R = (−1)3B+L+2S, (1.94)

SM particles have R = +1 and all particles have R = −1. The conservation of this parity
ensures that SUSY particles can only decay into an odd number of other SUSY particles (and
maybe SM particles). Thus, the Lightest Supersymmetric Particle (LSP) is stable, can only be
destroyed by pair annihilation and has zero electric and color charge. In fact, otherwise, the
LSP could have formed heavy isotopes with baryonic matter. These characteristics of the LSP
make it a perfect DM candidate. There are three candidates for the LSP in the MSSM

• the sneutrino: if we want it to be responsible for the whole DM relic density in the uni-
verse, the cross-section has to be high and has already been ruled out by direct detection
experiments (a subject that we will talk about later), see for example [49], even though
there may be some way to get out of it [50].

• the gravitino, which would interact very weakly and thus be almost impossible to detect
and not very interesting from a phenomenological point of view.

• the lightest neutralino, which is the lightest of the four Majorana fermionic eigenstates
from the mixing of the bino B̃, the wino W̃ 3 and the two higgsinos H̃0

1 and H̃0
2 . The

lightest neutralino χ̃0
1 is a linear combination of these four fields

χ̃0
1 = N11B̃ +N12W̃

3 +N13H̃
0
1 +N14H̃

0
2 . (1.95)

In order to be responsible for the entire DM in the universe (i.e. to have the correct relic
density), the annihilation cross-section of the neutralino needs to be of the order

〈σv〉 ∼ 1 pb ∼ α/(150 GeV)2, (1.96)

it has the correct mass and the electroweak interaction strength to make it a perfect
WIMP candidate. Neutralinos annihilate mostly into fermions, such as top and bottom
quarks or τ leptons, or gauge bosons W± and Z0, as well as final states containing the
Higgs boson. The corresponding diagrams can be found, among others, in [51].
If χ̃0

1 is mostly higgsino or wino, it has to be very heavy (around 1 TeV) to have the correct
abundance. Lighter masses are also possible, but the correct abundance is reached by non-
thermal mechanism.
If χ̃0

1 is mostly bino, a lot of the parameter space has already been ruled out by LEP, in
the remaining one the relic density is higher that the abundance of DM and thus new
contributions to the cross-section have to be considered.

If the MSSM is extended, other potential DM candidate arise. For example, the right-handed
sneutrino is a viable DM candidates [52], or the supersymmetric partner of the axion, axinos
as well. As the gravitino, the axino has smaller cross-sections than the typical WIMP and thus
difficult to detect.
The subject of SUSY theories is a vast topic and only a few of many ideas are presented here.
We only focussed on the most popular candidates and introduced them quickly. In fact, it would
be impossible to review in only a few pages all of the candidates and their phenomenology.
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SM particles and fields
SUSY partners

Interaction eigenstates Mass eigenstates
Symbol Name Symbol Name Symbol Name

q = u, d, c, s, b, t quark q̃L,q̃R squark q̃1,q̃2 squark

l = e, µ, τ lepton l̃L,l̃R slepton l̃1, l̃2 slepton
ν = νe, νµ, ντ neutrino ν̃ sneutrino ν̃ sneutrino
g gluon g̃ gluino g̃ gluino

W± W-boson W̃± wino
 χ̃±1,2 charginoH− Higgs boson H̃−1 higgsino

H+ Higgs boson H̃+
2 higgsino

B B-field B̃ bino


χ̃0
1,2,3,4 neutralino

W 3 W 3-field W̃ 3 wino
H0

1 Higgs boson
H̃0

1

H̃0
2

higgsino
higgsino

H0
2 Higgs boson

H0
3 Higgs boson

Table 1.3: Particle content of the minimal supersymmetric model: interaction and mass
eigenstates, adapted from [47] and [48].

1.3.4 Particles from extra dimensions

In the attempt to unifying electromagnetism and gravity, Kaluza introduced the concept of
extra dimensions [53]. We seem to be living in a universe with 3 space dimensions and 1 time
dimension. However, it may be possible that other dimensions appear at higher energies. The
hierarchy problem may also be resolved in these theories. The idea is that our 3+1 dimensional
space-time, the so-called brane, is embedded in a 3 + δ+ 1 space-time, the bulk. The hierarchy
problem can then be addressed when the extra dimensions are compactified on circles of radius
R, which lowers the Planck scale to an energy close to the electroweak scale. In brane world
scenarios, the SM fields are confined on the brane while gravity can propagate in the bulk.
In the case of universal extra dimensions, all fields, including SM bosons and fermions, can
propagate in the extra dimensions. These theories provide viable DM candidates, as shown in
[54].

Upon compactification of the extra dimension, all fields propagating in the bulk have their
momentum quantized p2 ∼ 1/R2 and thus a set of Fourier expanded modes appear, called
Kaluza-Klein (KK) states. To us, in the brane, these KK states seem as a series (a tower)
of states with masses mn = n/R, where n in the mode number. In a similar fashion as in
supersymmetry where R-parity ensures the stability of the LSP, in extra dimension it is the
KK-parity (−1)n that stabilizes the Lightest Kaluza-Klein Particle (LKP). KK parity can be
seen as a translation by πR with a flip of sign of all odd states in the KK Fourier decomposition
of the bulk fields. In models with five or six dimensions and a compactification radius of TeV−1,
the first KK excitation of the hypercharge gauge boson, the photon, or of the neutrino are viable
DM candidates. They have masses around the TeV and their annihilation cross-section is of
the order

σv ' 0.6 pb
( mKK

1 TeV

)2

. (1.97)

Thus they are typical WIMPs. For example, the KK-photon annihilates mostly into charged
lepton pairs and quark pairs. The KK-neutrino annihilates as well into quark pairs, charged
leptons and of course neutrinos, for a mass of 1 TeV, the cross-section is 1.3 pb.
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1.3.5 Wimpzillas

Superheavy long-lived particles have been suggested to explain the existence of Ultra-High
Energy (UHE) cosmic rays with energies above ∼ 1018 eV. In fact up to this energy, cosmic
rays are of solar and galactic origin. One explanation is the production of UHE cosmic rays
due to the decay or annihilation of superheavy DM particles, called wimpzillas [55, 56].

These superheavy long-lived particles can be gravitationally produced from vacuum fluctu-
ations during the transition from inflation to a matter- or radiation-dominated era, resulting
from the non-adiabatic expansion of the background spacetime. In this scenario, the DM cre-
ation is similar to the generation of gravitational perturbations during inflation, the seeds of
large scale structures 1. The mass of the DM particle is of the order of the mass of the inflaton
mφ ∼ 1013 GeV. Due to this large mass, DM never thermalizes and the abundance does not
depend on weak couplings to other particles (as it is the case for the WIMP). More precisely,
for masses 0.04 . mX/HI . 2, where mX is the mass of the wimpzillas and HI ∼ mφ the
Hubble constant after inflation, the abundance of X is of the order of 1 and does not overclose
the universe. As the abundance is almost independent of any details of the non-gravitational
interactions of the X field, the cross-sections with other particles may also be very large, X is
then called a simpzilla.

1.3.6 Primordial black holes

Primordial Black Holes (PBH) are a non-elementary DM candidates and do not need an exten-
sion of the SM of particle physics. They could be produced from density fluctuations during
inflation. If we assume that the whole mass in the horizon is absorbed into a PBH, in a radiation
dominated universe, its mass is

MPBH =
4π
√

3M3
pl√

ρf
' 1032 g

( g∗
100

)−1/2
(

Tf
GeV

)−2

' 2.8× 1046 g
( g∗

100

)−1/6
(

kf

Mpc−1

)−2

, (1.98)

where ρf is the energy density, Tf the plasma temperature and kf the comoving wavenumber
corresponding to the Hubble horizon at formation of the PBH. They are naturally long-lived,
as the lifetime of a PBH is

τPBH ' 1064

(
MPBH

2× 1033 g

)3

years. (1.99)

And they are collisonless, as their size is

r ∼ 10−8 cm

(
MPBH

1020 g

)
. (1.100)

Different constraints apply on the mass of the PBH as a DM candidate, as shown on figure
1.15:

1 A small difference remains between the quantum generation of energy density fluctuations and DM particle
creation: in the case of DM, the inflaton does not dominate the mass density of the universe.
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Figure 1.15: Bounds on the fraction f of DM consisting of PBH The blue bounds apply to
any MACHO, including Primordial Black Holes (PBH), and the red bounds only to PBHs. Bound
from the Kepler satellite are not shown in this plot [18].

• As we can see from equation 1.99, Black holes having a mass MPBH < 5× 1014 g would
have evaporated by now due Hawking radiation [57].

• For masses 1015 .MPBH . 1016 g, the PBH would emit γ-rays with energies of the order
E ∼ 100 MeV, which are not measured in the extra-galactic γ-ray background.

• For masses 1018 . MPBH . 1020 g, femto-lensing of γ-ray bursts predicts that the
abundance of PBH can only account for 10% of DM in the universe.

• For masses 1024 .MPBH . 1026 g, Kepler can constrain PBH, even though it is designed
to search for extra-solar planets, detecting the decreasing luminosity of the star when the
planet passes by. For PBH, it is the opposite phenomenon appears: the luminosity of the
star increases when a PBH passes through the line of sight [58].

• For masses 1026 .MPBH . 1034 g, microlensing from the MACHO surveys exclude PNB
as DM.

• Masses between 1033 . MPBH . 1040 g are constrained by the CMB since they would
affect BBN.

PBH in the mass range 1016 . MPBH . 1022 g can be constraints by neutron stars: In a
DM rich environment, PBH would have been captured by neutron stars of white dwarf and
destructed the remnant by accretion. The number of neutron stars in globular clusters, where
a high concentration of DM is expected, can thus constrain this mass range [59]. It is however
very difficult to model the neutron star physics and the constraints can easily be weakend [60].

Finally the window 1020 . MPBH . 1024 g is unconstrained. Also entropy arguments play
in favor of PBH as DM [61]. No discrete symmetries need to be added to the SM of particle
physics, but standard slow-roll scalar field inflation can not have the dynamics to form a sharp
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peak in density perturbations necessary for the formation of PBH. Non-standard cosmological
models have to be considered. For example, in multiple inflation scenarios, explosive particle
production between the inflation periods can produce the sharp peaks in density fluctuations
and PBH can form later [62, 63].

1.3.7 Other candidates

As we have seen, typical WIMPs appear naturally in certain theories, but also other candidates
for DM are theoretically motivated. A few other examples are the following:

• Asymmetric DM : Since a particle-antiparticle asymmetry in present for the SM, it could
also be the case for the DM sector, requiring non-self conjugated DM candidates. As-
suming that the asymmetry for the baryons AB and the one for DM ADM are generated
by similar physics, we get

ΩDM

Ωb

' nDMmDM

nBmN

' mDM

mN

, (1.101)

where mN = mp ' 1 GeV is the mass of a nucleon. Since ΩDM/Ωb ' 5, the mass of the
asymmetric DM candidate would be mDM ' 5 GeV [64].

• Q-balls are non-topological solitons (localized field configurations) which are stable due
to conservation of charge Q. In fact, solitons represent the configuration with the lowest
energy per unit charge. They appear, for example, in a theory with bosonic particles
and an attraction between particles of same charge Q. A ball of bosonic particles is then
created and stable against fission and evaporation, due to the attractive force. More
precisely, the minimum of the energy functional

E =

∫
d3x

[
(∂tφ)2 + (∇φ)2 + U(φ∗φ)

]
, (1.102)

keeping the charge

Q = i

∫
d3x [φ∗(∂φ)− (∂φ∗)φ] (1.103)

fixed is a spherically symmetric non-topological solution φ(r, t) = eiωtφ(r), if the minimum

of U(φ∗φ)
φ∗φ

exists at φ0 6= 0. In the SM, the only global symmetries are the ones associated
with the baryon and lepton number B and L, but none of the scalar field carry them. In
the MSSM however, there are 49 scalar fields carrying either B or L and may be stable in
theories with gauge-mediated supersymmetry breaking. The mass of these objects scale
as

mQ '
4π
√

2

3
ΛQ3/4, (1.104)

where Λ ∼ 1 − 10 TeV is the scale of the supersymmetry breaking. The charge Q ∼
108 − 1020 for a B-ball and Q > 1032 for a L-ball, to ensure it hasn’t evaporated yet [65].

1.4 Searches for WIMPs

The thermal WIMP is very attractive candidate for DM from a theoretical point of view,
it accounts for the correct relic abundance of DM in the universe and is predicted to exist
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Figure 1.16: Effective diagram representing the processes involving DM and SM particles:
annihilation, scattering and production, depending on the direction of the arrow of time [66].

in theories with supersymmetry or extra-dimensions. From an experimental point of view, its
existence may be proven in different ways, giving the opportunity of cross-checking its potential
characteristics. In fact, looking at the diagram in figure 1.16, depending on the arrow of time,
WIMPs can be either produced at colliders through the collision of SM particles, directly
detected through their scattering with a target material or indirectly detected through their
annihilation in the halo (or in the Sun) and the extra contribution to cosmic rays. In the
following, we will use consider DM as WIMPs, if the contrary is not explicitly written.

1.4.1 Direct detection of dark matter

Direct detection is based on the idea that if the Milky Way’s halo is composed of WIMPs, then
we are bathing in them and due to the velocity of the Sun circling around the GC, the WIMP
flux on Earth should be of order 105(100 GeV/mDM) cm−2s−1. Even though WIMPs interact
weakly, a very small fraction of them should recoil on a nucleus imparting a small amount of
energy. The velocity of the WIMP wind in the laboratory frame is v� = 220 ± 20 km/s and
β = v/c ∼ 0.73× 103. Since the scattering occurs in the extremely non-relativistic regime, we
can estimate the recoil energy

ER '
1

2
mDMβ

2c2 ' 27 keV
( mDM

100 GeV

)
. (1.105)

The idea is to detect this energy deposition in a target mass against an overwhelming number
of background events. More precisely, the recoil energy is related to the scattering angle in the
center of mass θ∗:

ER =
µ2
Nv

2(1− cos θ∗)

mN

, (1.106)
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where v the velocity of the DM particles and µN = mDMmN/(mDM +mN) is the WIMP-nucleus
reduced mass. The differential event rate, measured in counts/kg/day (or dru=differential rate
unit), is defined as

dR

dER
=

ρ�
mNmDM

∫ ∞
vmin

vf(v)
dσ

dER
(v, ER)dv, (1.107)

with ρ0 the local WIMP density, mN the nucleus mass, f(v) the DM speed distribution and
dσ/dER the WIMP-nucleon cross-section. The minimum WIMP velocity which can cause a
recoil of energy ER is

vmin =

√
mNER
2µ2

N

. (1.108)

The event rate is then found by integrating over all recoil energies, ET being the threshold
energy,

R =

∫ ∞
ET

dER
ρ0

mNmDM

∫ ∞
vmin

vf(v)
dσ

dER
(v, ER)dv. (1.109)

Particle Physics input

The WIMP-nucleon cross-section can be separated into a spin-independent and a spin-dependent
contributions

dσ

dER
=

(
dσ

dER

)
SI

+

(
dσ

dER

)
SD

. (1.110)

Introducing the form factors F (ER) encoding the dependence on the momentum transfer q =√
2mNER and accounting for the coherence loss, the spin and scalar components can be added

coherently
dσ

dER
=

mN

2µ2v2

[
σ0
SIF

2
SI(ER) + σ0

SDF
2
SD(ER)

]
, (1.111)

where σ0
SI and σ0

SD are the spin-independent and -dependent cross-sections at zero momentum
transfer. If the DM field is named χ, the spin-independent contribution arises from scalar-scalar
and vector-vector couplings such as

L ⊃ αSq χ̄χq̄q + αVq χ̄γµχq̄γµq (1.112)

and can be written as

σ0
SI =

4µ

π
[Zfp + (A− Z)fn]2 , (1.113)

where Z and A are the number of protons and nucleons and fp and fn the couplings to protons
and neutrons. In the case where the couplings are similar, σSI is proportional to A2. Thus, the
spin-independent cross-section is sensitive to high values of A.
The spin-dependent cross-section arises from couplings of the WIMP to the quark axial curent,
such as

L ⊃ αAq (χ̄γµγ5χ)(q̄γµγ5q) (1.114)

and is expressed in terms of the total angular momentum of the nucleus J and the expectation
value of the spin content of proton and neutron 〈Sp,n〉 = 〈N |Sp,n|N〉, with N the nucleus:

σ0
SD =

32µ2

π
G2
F

J + 1

J
[ap 〈Sp〉+ an 〈Sn〉]2 , (1.115)
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where the coefficients ap and an are effective WIMP-proton and WIMP-neutron couplings.
As expected, the spin-dependent cross-section grows with the square of nucleus’s spin. It is
common to define the enhancement factor

CA =
8

π

J + 1

J
[ap 〈Sp〉+ an 〈Sn〉]2 , (1.116)

which can be decomposed in a proton and a neutron contribution CA =
(√

Cp
A +

√
Cn
A

)2

with

Cp
A =

8

π

J + 1

J
(ap 〈Sp〉)2 and Cn

A =
8

π

J + 1

J
(an 〈Sn〉)2 . (1.117)

The ratios Cp
A/CA = 4

3
〈Sp〉 J+1

J
and Cn

A/CA = 4
3
〈Sn〉 J+1

J
independent of the WIMP model and

characterizes the target mass. The values of these coefficients for different elements can be
found in table 1.4.

Nucleus A Z J 〈Sp〉 〈Sn〉 CpA/CA CnA/CA
F 19 9 1/2 +0.477 −0.004 9.10× 10−1 6.40× 10−5

Na 23 11 3/2 +0.248 +0.020 1.37× 10−1 8.89× 10−4

Al 27 13 5/2 −0.343 +0.030 2.20× 10−1 1.68× 10−3

Si 29 14 1/2 −0.002 +0.130 1.60× 10−5 6.76× 10−2

Cl 35 17 3/2 −0.083 +0.004 1.53× 10−2 3.56× 10−5

K 39 19 3/2 −0.180 +0.050 7.20× 10−2 5.56× 10−3

Ge 73 32 9/2 +0.030 +0.378 1.47× 10−3 2.33× 10−1

Nb 93 41 9/2 +0.460 +0.080 3.45× 10−1 1.04× 10−2

Te 125 52 1/2 +0.001 +0.287 4.00× 10−6 3.29× 10−1

I 127 53 5/2 +0.309 +0.075 1.78× 10−1 1.05× 10−2

Xe 129 54 1/2 +0.028 +0.359 3.14× 10−3 5.16× 10−1

Xe 131 54 3/2 −0.009 −0.227 1.80× 10−4 1.15× 10−1

Table 1.4: Properties of different nuclei used for DM indirect detection, adapted from [67].

Astrophysics input

To compute the differential event rate (equation 1.107), we need the measurement of the local
DM density ρ� = ρ(r = r�), with ρ� the solar radius, as well as the velocity distribution f(v).
In direct detection experiments, the standard value of the location of solar system in the Galaxy
is r� = 8.5 kpc [68] 2. The local DM density can be obtained by measuring the galaxy rotation
curve of the Milky Way and microlensing [69] and is of the order 0.1−0.5 cm−3. A more recent
study gives ρ� = 0.30± 0.05 [70]. Thus, in general, the standard value is ρ� = 0.3 GeV/cm3.
In the Standard Halo Model (SHM), the speed distribution is assumed to be a isotropic and
Gaussian (or Maxwellian)

f(v) =
1√
2πσ

exp

(
− v2

2σ2

)
, (1.118)

where the speed distribution is related to the circular speed of the Sun vc by σ =
√

3/2vc ' 270
km/s, as vc = 220±20 km/s [71]. This velocity distribution corresponds to an isothermal sphere

2In section 1.1.3, we used a slightly different value, namely r� = 8.33 kpc, this is based on more recent
measurements
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Figure 1.17: Spin-independent differential rate as a function of recoil energy, for WIMP masses
mDM = 50, 100 and 200 keV (from top to bottom at ER = 0) and σSI = 10−44 cm−2. The red lines
represents a target of Germanium and dashed blue lines Xenon [72].

with density profile ρ(r) ∝ r−2, as we have seen in section 1.1.3. Particles with speed greater
than the local escape speed are not gravitationally bound. The function 1.118 extends out to
infinite radii and thus the speed distribution in this model must be truncated by hand, typically
vesc = 650 km/s.

Energy dependence

For the SHM, the differential event rate in equation 1.107 becomes

dR

dER
'
(
dR

dER

)
0

F 2(ER) exp

(
−ER
Ec

)
, (1.119)

with (dR/dER)0 the event rate when E → 0 keV and Ec = c12µNv
2
c/mN the characteristic

energy scale. The parameter c1 depends on the target nuclei and is of order 1. The total
event rate, presented in figure 1.17 for the spin-independent case, declines with growing recoil
energy. The decrease in rate is steepest for heavy target nuclei. At zero momentum transfer, the
differential event rate is the highest for Xenon, compared to germanium. The energy spectrum
also depends on the WIMP mass, which can then be reconstructed from the energies of detected
events. A larger target mass will probe heavy DM, while for light WIMPs the event rate above
the detector threshold energy ET can be small.

Time dependence

Since the Earth is rotating around the Sun, the differential event rate has a time dependance,
especially an annual modulation. In summer, the Earth rotates in the same direction as the
rotation of Sun and the WIMP wind is increased. In winter, it is the other way around. The
Earth’s orbital speed around the Sun (ve ' 30 km/s) is significantly smaller than the Sun’s
circular speed around the galactic center (vc ' 220 km/s) and thus the differential event rate
can be expanded in a Taylor series

dR

dER
'
(
d̄R

dER

)
[1 + ∆(ER) cosα(t)] , (1.120)
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where α(t) = 2π(t− t0)/T with T = 1 year and t0 = 150 days. This seasonal effect changes the
amplitude of a WIMP signal by 1-10%.

Detection principles

Different methods can be used to detect the energy deposition of a WIMP scattering off a
nucleus: scintillation in crystals/liquids, ionization in crystals/liquids, bubble formation in
liquids/gel and thermal/athermal heating in crystals. Experiments searching for the annual
modulation of the WIMP signal look for one type of observable. For example, CoGeNT [73]
uses ionization while DAMA/LIBRA [74], DEAP/CLEAN [75] and KIMS [76] use scintillation.
On the other hand, experiments which are integrating the potential DM events need to use a
combination of two signals in order to reject the background efficiently. XENON [77], LUX
[78] and DarkSide [79] use both ionization and scintillation signals. Furthermore, CRESST [80]
detects the scintillation and the phonon signal of nuclear recoil and CDMS [81] and Edelweiss
[82] the ionization and photon signal. Finally, superheated droplet detectors, such as COUPP
[83] and PICASSO [84] search for bubbles due to the phase transition of liquid to gas.

The detection of a WIMP is in principle easy as it should interact with the nucleus and
not the electrons in the target mass. In the materials used, scattering of atomic nuclei leads
to different physical effects than scattering from an electrons and thus electron recoil can be
rejected. However, neutrons from environmental radioactivity or the spallation of cosmic rays
muons may interact with the nucleus and look like a WIMP. To minimize these background
events, the experiments are placed in deep underground laboratories and have a lot of shielding.

Constraints and signals hints

Assuming the SHM, events or their absence can be interpreted in terms of the WIMP mass
and WIMP-nucleon cross-section. In fact, several experiments have reported excess events over
the expected background, such as the DAMA annual modulation signal or the CRESST and
CDMS II Silicon events. These regions are represented by closed contours on figure 1.18 while
other experiments exclude these same parameter spaces (straight lines on the plot). Future
experiments (dashed lines) will further probe these regions, as well as the regions where the
scattering of neutrinos with nuclei represent an irreducible background. Neutrinos can come
from the Sun (the B7 and B8 production), the atmosphere and diffuse supernova.

At low WIMP masses, different experiments probe different part of the velocity distribu-
tion, especially the high velocity tail. Precise cosmological N-body simulations, such as the
Via Lactea II simulation [86], reproduce galaxies with the characteristics of the Milky Way.
However, the speed distribution of the DM particles do not exactly follow a Maxwelian func-
tion. The comparison between different experiment may be more difficult than expected [87].
Another way of expressing constraints or signal regions is in a halo-independent approach [88].
For the spin independent component, the total event rate can be expressed as

R =

∫ ∞
ET

1

2µ2σp
σ0
SIF

2
SI(ER)

σpρ�
mDM

∫ ∞
vmin

vf(v, t)dv︸ ︷︷ ︸
=η̃(vmin,t)

, (1.121)

where σp is the WIMP-proton cross-section. Changing our integration variable from ER to vmin
through equation 1.108, the total rate can be written as

R =

∫ ∞
0

dvmin
2

mNσp
σ0
SIF

2
SIvminη̃(vmin, t) =

∫ ∞
0

dvminRSI(vmin)η̃(vmin, t), (1.122)

41



Figure 1.18: Exclusion limits (continuous lines), signal regions (closed contours) and
future sensitivities (dashed lines) on the spin-independent WIMP-nucleon cross-section
from different direct detection experiments. The yellow band represents the region where coherent
scattering of neutrinos on nuclei becomes important [85].

where RSI(vmin) is the response function of the detector. The time-dependence in η̃ is Taylor
expanded as previously for the differential event rate and upper limits as well as signals can
be represented in the (vmin, η̃(vmin))-plane, once the mass of the WIMP is fixed. Assuming
isospin-conserving couplings fn = fp or even isospin-violating couplings fn/fp = −0.7, it is still
difficult to reconcile experiments with positive signals and those with negative results [89].

1.4.2 Collider searches of dark matter

After the discovery of the Higgs boson by the CMS and ATLAS collaborations [90, 91], these
experiments search for new physics. One of these phenomena is the DM pair production at
colliders through the reaction pp→ χχ̄. Since WIMPs interact very weakly, they will fly away
from the detector without ever being seen. However they will carry a lot of energy out of the
detector and thus the signature of DM production is missing energy. In order to select events
that may produce these invisible particles, we need to see an initial state radiation: the quarks
emit a gluon (and then a jet), γ, W or Z boson, providing a kick into the transverse plane.
Thus, the final states used for collider searches of DM are Mono-X (where X is g, γ, W or
Z)+ missing transverse energy /ET or missing transverse momentum /pT . Since the X particles
are emitted from the incoming legs, the relative rates of these radiations are determined by the
SM.

42



Figure 1.19: ATLAS bounds on dark matter in events with a Z boson and missing transverse
momentum in pp collisions at

√
s = 8 TeV in a näıve EFT approach. Events with large missing

transverse momentum and two oppositely-charged electrons or muons consistent with the decay of a
Z boson are analyzed [92].

DM production cross-sections are very model-dependent. The only way to have model-
independent constraints is to use an Effective Field Theory approach (EFT), like the Fermi
theory of weak interactions. We assume that the interaction between the DM and SM particles
is mediated by an unknown and unresolved mediator of mass M . The interaction in figure
1.16 is then effectively modeled by a four-point interaction. The mass scale of the unknown
interaction is then M∗ = M/

√
g1g2, where g1 and g2 are the couplings of the mediator to

DM and SM fields. The EFT lagrangian describing the interactions of DM with SM contains
operators with dimension d > 4 in order to be renormalizable.

The effective operators describing the pair production can be found in [93], where the DM-
field χ can be a Dirac fermion (operators D1-D14), a complex scalar (operators C1-C6) or a
real scalar (operators R1-R4). The EFT approach is accurate in describing the microscopic
physics for scattering at low enough center-of-mass energy Ecm, below a certain cutoff scale
Mcut, which depends on the mass of the mediator M in the underlying microscopic theory. But
it is unknown to the EFT and is thus treated as a free parameter, as are the DM mass mDM

and the interaction scale M∗, in the regime where Ecm < Mcut.
The EFT can predict the DM annihilation cross-section determining the relic density,

present annihilation important for indirect detection, as well as scattering of a nucleus in direct
detection experiments. In fact all these processes take place at safely small Ecm. For collider
searches, it is however different and thus needs extra treatment. In fact, certain events may
occur at center-of-mass energies higher than the cutoff scale. These events can be discarded and
the bounds on the DM production cross-section can be obtained in a very conservative way by
using only events in the validity region of the EFT. The limits are expressed in the (mDM,M∗)-
plane for different values of Mcut [94] and for different operators. For Mcut = 8 TeV, the limit
on M∗ is the same as the one in a näıve EFT, where no restriction on the center-of-mass energy
is imposed. In this approach and for some operators, the bounds on the scale M∗ can be trans-
lated into bounds on the WIMP-nucleon cross-section. As we can see on figures 1.19 and 1.20,
collider searches are very powerful for low mass WIMPs, where direct detection experiments
loose their sensitivities and are thus complementary. However, the presented bounds are only
valid in a näıve EFT approach, i.e. when mediator is massive enough. If the mediator is lighter
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Figure 1.20: CMS bounds on dark matter mono-photon searches for the D8 operator on the
right and D5 operator on the left in a näıve EFT approach [95].

than ∼ 8 TeV, the bounds need to be relaxed (almost independently of the DM mass).
Apart from the EFT approach, simplified models can also be a way to probe DM in an

almost model-independent way. Comparing two different simplified models giving rise to the
same EFT operator shows that the EFT approach excludes the parameter space which is still
unconstrained [94]. The presented bounds on EFT operator should thus be treated with caution.

Searches of other BSM theories could also give us a hint on the nature of DM. For example
if supersymmetric particles were found at LHC, the next step in DM searches would be to look
out for neutralinos. The collaborations at LHC are also searching for lepto-quarks (found in
grand unification theories), lepton flavor violation, compositeness of leptons and quarks, etc..
In the full LHC Run I (luminosity of 20 fb−1 and

√
s = 8 TeV), no evidence for new exotic

physics has been found confirming the validity of the SM up to these energies [96]. The future
of DM collider searches still lies in the LHC since the Run II will provide us with new data at
higher luminosity and energy.

1.4.3 Indirect detection of dark matter

The idea behind indirect detection is, as the name says, not to measure DM directly, but to
detect the products or effects of its annihilation. In today’s universe, annihilations or decay
in galaxy halos will produce cosmic rays. As we have seen earlier, WIMPs can annihilate or
decay into various channels (quarks, leptons, bosons and maybe other noes particles such an
intermediate vector V which then decays into leptons). These particles are or will produce
cosmic rays, that we can detect at Earth, such as photons, neutrinos or antimatter particles
(positrons, antiprotons and antideuteron).

Gamma-rays

Photons (and neutrinos) from DM annihilation travel through space undisturbed and their flux
at Earth is

dR

dΩdE
=

1

2

〈σv〉
m2

DM

∑
i

BRi

dN i
γ

dEi
× J(∆Ω), (1.123)
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where BRi is the branching ratio into different primary channels,
dN i

γ

dEi
the photon spectrum and

J(∆Ω) the “J-factor” contains all the astrophysical information and defined by

J(∆Ω) =

∫
∆Ω

dΩ

∫ ∞
l.o.s.

ds ρ2
DM (r(s)) , (1.124)

with s the line of sight, related to the distance to the center of the halo r. There are different
targets for γ-ray searches, each having advantages and disadvantages, shown in table 1.5 : the
Galactic Center (GC) of our Galaxy, dwarf Spheroidal galaxies (dSph) gravitationally
bound to the Milky Way, clusters of galaxies, dark satellites, DM satellites in which no stars
have formed, the galactic diffuse emission and the isotropic background, the redshifted
contributions of all galaxies in the universe. Limits from the γ-rays emitted by our neighboring
galaxy Andromeda (M31) are not very competitive.

target region advantages inconveniences

Galactic Center high concentration of DM uncertainty on the DM profile
close proximity important population of γ-ray sources
→ spectral features as smoking gun diffuse emission from cosmic rays

dSph no γ-ray point sources “ultra-faint” satellites
no intrinsic diffuse emission recently reevaluated uncertainties
no substructures on DM distribution

Dark satellites smoking gun confirmation of ΛCDM not found yet

Clusters DM dominated unknown substructures
bright sources uncertainty on the mass profile

Galactic diffuse spectral and spatial distribution astrophysical diffuse emission
emission can be used

Isotropic background spectral and spatial distribution halo and subhalo abundance
can be used as a function of redshift to be modeled

contribution of astrophysical sources

Table 1.5: DM γ-ray sources, their advantages and inconveniences.

Since the J-factor grows as the DM density squared, the best targets are the ones with a high
concentration of DM, such as the GC, clusters, dwarf spheroidal galaxies and hypothetically
dark satellites. Several difficulties can arise: Since the halo density profile in the inner part of
our Galaxy is unknown, the GC is subject to high uncertainties. Substructures, predicted by
ΛCDM model, will enhance the γ-ray signal, as their concentration in DM is very high. However
modeling their contribution is difficult due to their unknown density and number. Diffuse
emission from cosmic rays and γ-ray point sources also need to be modeled and add uncertainties
to the γ-ray signal from WIMP annihilations. Gamma-ray experiments can be ground-based
or on orbit around the Earth. Ground-based telescopes are Imaging Atmospheric Cherenkov
Telescopes (IACT). As for neutrino telescopes, a γ-ray photon passing through the atmosphere
will produce an electromagnetic cascade and a shower of electromagnetic particles. Ground-
based experiments indirectly observe the γ-ray photon by detecting the secondary particles and
the Cherenkov light, due to the interaction of the photon with the Earth’s atmosphere. These
experiments include MAGIC [97], VERITAS [98] and HESS [99]. In low-Earth orbit, the Fermi
satellite, has two instruments on board: the gamma-ray monitor and the Large Area Telescope
(LAT) [100], the successor of the EGRET [101] mission onboard the COMPTON-GRO satellite.
A γ-ray photon entering the LAT converter foils will produce an electron/positron pair, which
can be tracked.
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Figure 1.21: Constraints on DM from a combined analysis of 15 dSph using 4- and 6-years
of Fermi-LAT data and Pass 7 and the new Pass 8 event-level analysis, respectively. [105].

At the Galactic Center, an excess of γ-rays has been observed by these experiments and can
be interpreted as the annihilation of DM, for example, into bb̄ with a mass of mDM = 30 − 40
GeV and annihilation cross-section 〈σv〉 = 1.4−2×10−26 cm3s−1 [102]. We will further discuss
this excess and constraints form antiprotons in chapter 3.
A line in γ-rays is usually called the golden channel, as no known astrophysical processes could
explain it. At the GC, a line around 130 GeV was discovered in 2012 [103, 104]. In the end, the
signal does not seem to be caused by DM annihilations, but by a combination of instrumental
effects and statistical fluctuations.
Dwarf spheroidal galaxies are very popular targets from DM searches and a combined analysis
puts very stringent constraints on the DM annihilation cross-section, as shown in figure 1.21.
However, very recently, a dwarf galaxy newly discovered by the Dark Energy Survey (DES),
called Reticulum 2, may show an excess in γ-ray emission [106].

Neutrinos

Neutrinos from DM annihilations are produced and travel through space in the same way as
photons. The typical targets are the GC, halo, dwarf galaxies and clusters. The only difference
is that they are more difficult to detect, since they interact very weakly with other SM particles.
Like direct detection experiments, neutrino detectors are based underground or underwater,
limiting the background. In fact, neutrinos are observed by their muon tracks in the detector
produced in charged current interaction inside or close to the detector. The muons will travel
through the detector volume at a speed higher than the speed of light in the detection material
and emit Cherenkov light. Neutrino telescopes are kilometer-scale experiments of large arrays
of photo-multipliers, deep in the ice or the water. Currently searching for DM annihilation
products are the IceCube experiment [107], situated at the South-Pole, and ANTARES [108]
in the Mediterranean sea, close to Toulon in France.

Limits on annihilation cross-section are not very competitive with other types of indirect
searches. In fact, for a DM mass of 100 GeV and annihilation into quarks, the upper bounds
lie at least two orders of magnitude higher than constraints from Fermai-LAT. They become
competitive for very high masses, close to the unitarity bound. In the case of annihilation into
leptons, the bounds from neutrino telescopes are comparable to the ones obtained by γ-ray
experiments and become more stringent for DM masses above 1 TeV.
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In searching for DM, neutrino telescopes are much more relevant for the WIMP-nucleon
cross-section, like direct detection experiments. In fact, DM particles are captured by any
massive body, such as the Sun (or the Earth), by scattering off the nuclei, losing energy and
thus accumulating at the center. They will annihilate and create high energy neutrinos, which
can then be detected at Earth, even after their oscillations and interactions with the dense
matter of the Sun. Neutrinos from nuclear fusion are typically much less energetic than the ones
induced by DM annihilations in the Sun. The absence of these high energy neutrinos imposes
constraints on the spin-dependent scattering cross-section of DM particles with hydrogen nuclei
as well as on the spin-independent cross-section of DM with other nuclei. These bounds are
very competitive with current direct detection experiments, but also depend on the annihilation
channel. As expected, annihilations into leptons would give rise to a larger neutrino flux than
annihilations into quarks, as shown on figure 1.22. For example, for the τ -channel, the limits
from IC79 (IceCube using only 79 out of the 86 photo-multiplier strings) and ANTARES on
the WIMP-nucleon cross-section are 2 orders of magnitude stronger than the ones from the
direct detection experiment COUPP [109].

Charged particles

The sources and propagation of charged particles in the Galaxy will be discussed in detail in
chapter 2, constraints on antiprotons in chapter 3 and constraints from photon emission from
electrons and positrons in chapter 4. Anti-particles are used for DM searches since they are
very rarely produced in astrophysical processes. For example, the antiproton flux is 104 times
smaller than the one from protons, the same is true for positrons. DM annihilation should
produce the same amount of particles and antiparticle 3 and even a small contribution from
DM annihilation could be detectable over the background. These charged cosmic rays need
to be detected from space without the influence of the atmosphere. The latest results on
cosmic rays are provided by AMS-02, a magnetic spectrometer measuring particle fluxes on the
International Space Station (ISS) since 2012 [112]. The experiment is supposed to last for two
decades and has an exceptional precision.

The astrophysical contribution to the positron fraction φ(e+)/(φ(e+) + φ(e−)) is expected
to decrease with energy. However, as we can see on the left of figure 1.23, for energies above 10
GeV, the positron fraction is rising. This is known as the positron or PAMELA excess, as it
has been first measured with high accuracy by the PAMELA experiment [115], a spectrometer
on board a Russian satellite launched in 2006. Confirmed by AMS-02 and together with a hard
(electron+positron) spectrum measured by Fermi-LAT, this excess suggests an additional source
of primary positrons. WIMPs with masses mDM & 1 TeV annihilating into leptonic channels
with a cross-section of the order of 10−23 cm3s−1 could produce these extra positrons. The
annihilation cross-section is very high compared to the thermal one and thus an enhancement
mechanism, such as substructures or Sommerfeld enhancement, would be necessary to keep this
interpretation alive [116]. Astrophysical sources may also be the reason for this excess and the
hard (electron+positron) spectrum. Local SuperNovaRemnants (SNR) [117] and pulsars may
be the cause: one single close-by mature pulsar, such as Monogem or Gemiga or the sum of
pulsars in the Milky Way population could be the source of these positrons. [118, 119]. A way
of testing the hypothesis of one single pulsar can be to measure the positron anisotropy.

Antiprotons measured by PAMELA, on the other hand, can be explained by astrophysical
secondaries only, as shown on the right panel of figure 1.23, and thus a very powerful probe to

3unless DM is asymmetric [64, 110]
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Figure 1.22: Limits on spin-dependent and -independent WIMP-nucleon cross-section
from neutrino telescopes First row: Baikal, ANTARES, Baksan, IceCube and SuperKamiokande
90% CL limits on the spin-dependent elastic cross-section of DM particles on protons. Second row:
Comparison of Baikal 90% CL limits on the spin-dependent elastic cross section of DM particles on
protons with the results of direct searches: DAMA, PICASSO, KIMS, SIMPLE and COUPP. Bottom
row: Comparison of Baikal 90% CL limits on the spin-independent elastic cross section of DM particles
on protons with the results of direct searches: DAMA, CDMS/Edelweiss, XENON and LUX [111].
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Figure 1.23: The positron fraction measured by different experiments and presented by AMS-02 at
ICRC in 2013 [113] and antiproton flux measured by several experiments, in particular PAMELA
[114]. The different measurements had been taken at different times and thus at different solar
activities which explains the discrepancy for energies E . 10 GeV.

constrain DM. Antideuterons (the bound states of an antiproton and an antineutron) could also
be produced by WIMP annihilations via coalescence and provide a smoking gun signature of
DM. In fact, the DM signal, even though it is very small, would be orders of magnitude higher
than the astrophysical background, as seen on figure 1.24. In fact, the astrophysical background
is obtained from the spallation of cosmic ray protons hitting hydrogen or helium atoms in the
interstellar medium (see section 2.2.2). In this type of reactions, the outgoing antideuteron
has a high momentum. In DM annihilations, the reaction takes place almost at rest and the
antideuteron has a very low momentum. Thus, the contribution from DM annihilation peaks
at a lower energy than the one from standard astrophysical processes.
Detecting only one sub-GeV antideuteron in cosmic rays would be a game changing event in
terms of WIMP searches. Current constraints are provided by BESS [121], but also AMS-02 can
detect antideuterons [122], as well as the future experiment General AntiParticle Spectrometer
(GAPS) [123, 124]. It will be dedicated balloon or satellite experiment slowing down the
antideuteron inside the detector, which will forme an exotic atom in an excited state and decay
emitting a characteristic X-ray and pion radiation. A successful prototype flew on a balloon in
2012 and the actual experiment should fly in 2017. Note that also antihelium may be a probe
for DM, but is even more difficult to detect than antideuteron [125].

Constraints from CMB

In the early universe, DM annihilations are responsible for the abundance today, but also inject
energy into the plasma and have an effect on the thermal history of the universe which reflects
on the power spectrum of the CMB. More precisely, the energy released by DM annihilation is

dE

dt

∣∣∣∣
DM

(z) = ρ2
cΩ

2
DM(1 + z)6f(z)

〈σv〉
mDM

, (1.125)
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Figure 1.24: Maximum antideuteron flux from dark matter annihilations assuming a NFW dark
matter halo profile and a value of the coalescence momentum p0 = 192 MeV. The black line is the
expected background and the shaded area show the propagation uncertainty [120].

where f(z), the fraction of energy absorbed by the plasma and takes values between ∼ 0.3− 1
depending on the annihilation channel [126]. This energy will then ionize, excite and heat the
plasma and specifically the hydrogen atoms inhibiting recombination. The parameter encoding
the DM characteristics is pann(z) = f(z) 〈σv〉 /mDM, which generally depends on the redshift
z, but can be taken constant to a very good approximation [127]. Depending on the value of
the annihilation parameter pann, we have a damping of the CMB peaks, temperature as well as
polarization. The latest constraints on this parameter comes from Planck [26]

pann < 3.4× 10−28 cm3s−1GeV−1 (1.126)

at 95 % confidence level, varying all the other cosmological parameters of ΛCDM and using
TT, EE, TE spectra, as well as lensing data.

Example of non-WIMP DM searches: X-rays

Warm DM, such as keV sterile neutrinos, cannot produce the same signatures as WIMPs. As
we have seen earlier, sterile neutrinos are also very good DM candidates. They can decay
into SM neutrinos plus a photon or two monochromatic photons with an energy corresponding
to half the sterile neutrino mass, i.e. X-rays. The ideal targets are the same as for γ-ray
searches: nearby clusters of galaxies or nearby galaxies such as Andromeda or local dwarf
spheroidal galaxies. Recently, an unknown emission line in X-rays has been discovered using
XMM-Newton in the Andromeda galaxy and the Perseus galaxy cluster [128]. An independent
analysis of Chandra data of staked galaxy clusters showed the same results: an unexplained
line with energy E ' 3.5 keV is present in DM dominated systems [129]. If this signal is due
to the decay of a sterile neutrino, the mass should be ms = 7.1 keV, as shown on figure 1.25.
Another possibility is that this line is due to an atomic transition, for example from potassium
[130].
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Figure 1.25: Interpretation of the 3.5 keV-line from the Andromeda galaxy (M31) detected
by XMM-Newton as the decay of sterile neutrino DM and previous constraints [128].
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Chapter 2

Cosmic Rays: origin and propagation

2.1 Introduction

Cosmic Rays (CR) were discovered in 1912 by Victor Hess due to their ionization effect using
portable electroscopes on board atmospheric balloons [131]. Before Hess’s experiments, electric
charges had been detected in electroscopes on Earth, even in those with thick shielding. The
source of this ionizing radiation was assumed to be terrestrial, for example due to radioactivity
in minerals. However, in 1910, Theodore Wulf measured the ionization at the bottom and on
the top of the Eiffel tower and found that the radiation flux on the top was too big to be due to
ground radiation only. Then, balloon experiments were launched into the atmosphere, but they
suffered from instrumental defects. Hess was the first to design instruments that would stand
the temperature and pressure conditions at higher altitudes. He was able to demonstrate that
the ionization flux first decreases with altitude before increasing rapidly, concluding that the
main radiation source should be located outside the atmosphere. In addition, during the near-
total eclipse of the Sun on April 7th 1912, Hess found that the ionization did not decrease, thus
excluding the Sun as source of the radiation. The origin had to be further out in space. This
discovery was then confirmed by Robert Millikan in 1925 who named this ionizing radiation
cosmic rays. Hess shared the Nobel prize in 1936 with Carl David Anderson, who detected a
CR positron in a cloud chamber [132]. In fact, the positron left a track corresponding to a
particle with electron mass, but opposite charge.

Today, CR are a large field of study and many different experiments, ground- and space-
based have been developed to detect them. Their energy spectrum is presented on the left
panel in figure 2.1. CR extends up to energies of 3× 1020 eV and have a few spectral features.
In fact, the spectrum can be described by a power law

dN

dE
' E−γ (2.1)

with an index γ = 2.7 up to energies of 5× 1015 eV, then the spectrum steepens to an index of
γ = 3.1 up to energies 3× 1018, where it flattens again to an index γ = 2.7. The first spectral
transition is called the knee and the second one the ankle. There is also another small feature
around energies of 3× 1017 eV called the second knee.
Above ∼ 5× 1010 GeV, protons interact with CMB photons with a center-of-mass energy close
to 1.232 GeV, the mass of the ∆ hadron. The cross-section of this resonance is very large
and thus any source of cosmic-rays should have an exponential cutoff, the Greisen-Zatsepin-
Kuzmin (GZK) cutoff [133, 134], and the universe should be opaque to these energies. In
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Figure 2.1: CR spectrum and composition Left: Energy spectrum of CR measured by different
experiments [138]. We can see the events measured by Agasa and Fly’s Eye above the GZK-cutoff,
as well as the suppression of the spectrum observed by HiRes and Auger. Right: Composition of
CR, distinguishing between solar or galactic origin [139].

the 1990’s, observations made by the experiments AGASA and Fly’s Eye appeared to show
events above the GZK-cutoff, around 5 × 1019 eV [135]. However, the HiRes experiment and
the Auger observatory found a suppression in the UHECR spectrum at the correct energy
[136, 137], thus concluding that the previous results were incorrect. As shown on the right
panel of figure 2.1, 99% of CR are nuclei and about 1% are electrons. Out of these nuclei, 90%
are protons (hydrogen nuclei), 9% are helium nuclei (alpha particles), and about 1% are nuclei
of heavier elements. Antimatter, positrons and antiprotons, only represents a small fraction
of CR. Except for a small hint at 1018 eV, there is no anisotropy in CR measured at Earth
[140] which indicates that they do not travel in straight lines as photons and neutrinos. More
specifically, there is no signature from the galactic disk.

The chemical composition of the hadronic component of CR is presented on figure 2.2. In
general, the abundances are similar to those found in the solar system and the interstellar
medium. The abundances of protons (not shown in the figure) and helium however are smaller
in CR than in the solar system. On the other hand, lithium, beryllium and boron are much
more abundant in CR than the interstellar medium. The abundances of odd-Z elements are
larger in CR than in the solar system. Explaining these similarities and differences has been
the work of cosmic ray physicists since their discovery.

In the following we will briefly discuss the sources of CR, then explain the acceleration
mechanisms, before introducing their transport equation in the Galaxy.
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Figure 2.2: Composition of the hadronic component of CR as a function of the atomic
number, measured at an energy of 1 TeV/nucleon [141] and arbitrarily normalized in such a way that
the abundance of silicon is 100.

2.2 Potential CR sources

Up to a few GeVs, the source of CR can be identified as the solar wind; ultrahigh energy CR
(T > 1018 eV) are extragalactic (as we will explain in section 2.2.3). For energies in between,
the CR are of galactic origin. Since the chemical composition of CR at 1 TeV/nucleon is similar
to the one found in the solar system and the InterStellar Medium (ISM), it is usually assumed
that CR originate from stellar-like sources.

The radioactive isotope 10Be has a β-decay half-life of ∼ 3 × 106 years and its observed
abundance suggests that local CR nuclei have an age of tCR ∼ 108 yr. The energy density of
hadronic CR is of the order of ωCR ∼ 10−12 erg/cm3. We typically assume that CR propagate
in a cylindrical region with radius R = 20 kpc and a half-height of L = 10 kpc (see section
2.4.4), thus the volume of the CR confinement region is

VCR = 2πR2L ∼ 7× 1068 cm3. (2.2)

The total CR energy is ECR = ωCRVCR ∼ 1056 erg. And thus the luminosity of CR in our
Galaxy is

LCR =
ECR
tCR

∼ 1040 erg/s. (2.3)

The Sun’s CR luminosity is LCR� ∼ 1025 erg and assuming solar type stars are the only source
of CR we would obtain a total luminosity of LCR�MG/M� ∼ 10251011 ∼ 1036 erg/s [142].
Clearly, normal (Sun-like) stars cannot provide the correct amount of CR. Other types of stars
can be considered and especially their explosions.
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2.2.1 Primary source: SuperNova explosions

At the end of its lifetime, a star explodes into a SuperNova (SN), a very short but highly ener-
getic phenomenon. The explosion releases an energy of 1049−1050 erg (without the contribution
of neutrinos) and expels its content into space. Hydrogen and all the elements synthesized by
the star through nuclear fusion are injected into the ISM [143]. The SN explosion also creates
thus a shockwave and the ejected matter stretches out into space, creating a nebula, the Su-
perNova Remanent (SNR). In terms of power, the SNR contribution is 1040− 1042 erg/s, which
is the correct amount of energy for CR and thus could be a possible sources of hadronic and
leptonic galactic CR.

Figure 2.3: Left: The Crab nebula (galactic coordinates l = 184, 5575◦ and b = −5, 7843◦) is
a young SNR, photographed by the Hubble Space Telescope. The SN exploded in 1024 and was
witnessed by Japanese and Chinese astronomers. The diameter of the nebula is 3 pc today and the
material is expanding at 1 500 km/s into space. At the center, we can find a pulsar, the crabe pulsar
or PSR B0531+21, rotating 30 times per second around its own axis, it is most energetic pulsar known
[144]. Right: Acceleration of interstellar nuclei to CR energies in the shockwave of a SNR [145].

SN explosions are supposed to occur every 30 years in the Milky Way, but have never been
observed in our Galaxy since the invention of the telescope. In fact, the last directly observed
supernova in the Milky Way was Kepler’s Star of 1604 (SN 1604), remnants of two more recent
supernovae have been found retrospectively. The closest SN explosion observed with telescopes
is SN1987A in the Magellanic Clouds, a dwarf galaxy orbiting the Milky Way. SN explosions
in other galaxies are very frequently obverted though. The historical explosion SN1054 in our
Galaxy has been observed by Japanese and Chinese astronomers in the year 1024. Today we
can see the remanent, the Crab nebula, shown in figure 2.3.

SN are classified according to their absorption lines of different chemical elements that
appear in their spectra. The first element for division is the presence or absence of a line
caused by hydrogen. The spectrum of type I SN does not contain hydrogen lines. In fact, the
star at the origin of the explosion burned all hydrogen atoms during nuclear fusion and has
converted them into heavier elements. They are further subcategorized: type Ia SN do not
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contain helium lines, but silicon ones. They are used as cosmic standard candles in cosmology,
for example for the measurement of the accelerated expansion of the universe. Type Ib and
Ic SN contain helium lines, but no silicon, they are classified depending on their abundance
of helium. Finally type II SN do present hydrogen lines and can also be classified depending
on the helium abundance. Type Ib and II SN emerge from the explosion of hot, short-lived
and massive (8 − 10 M�) OB-stars. They dominate the SN population, as opposed to SNIa
explosions. Cosmic ray acceleration could also occur directly as the supernova is ejecting matter
into interstellar space
The role of SN in CR physics is twofold: first, the explosion injects nuclei in the ISM, consisting
mostly of hydrogen, helium, carbon, nitrogen and oxygen [146]. And second, the expanding
SNR shell hitting the ISM accelerate the particles present to CR energies (at least up to the
ankle) in a diffusive shock, as shown on the right panel of figure 2.3. CR acceleration could also
occur directly as the supernova is ejecting matter into interstellar space. SN are thus called the
primary source of CR. Also electrons seam to be accelerated by the same shock acceleration
processes as nuclei [147]. Other possible sources for galactic CR include stellar winds of hot
OB-stars [148] (massive stars emitting ultraviolet radiation) or pulsars.

2.2.2 Secondary source: spallation

Spallation is a nuclear reaction in which a nucleus is hit by an incoming particle (neutron,
proton, etc...) or a gamma-ray (with an energy of ∼50 MeV to a few GeV). The target nucleus
is decomposed into an atom with a lighter atomic mass, emitting particles, such as neutrons,
protons, light nuclei (deuterium, helium or lithium) or antimatter (antiprotons, antideuteron).
Spallation is a common process in primordial nucleosynthesis, in the upper atmosphere and in
CR propagation.

More specifically, for CR, target nuclei are generally hydrogen and helium atoms, but also
carbon, nitrogen and oxygen, present in the ISM. Spallation processes are both a source and
a loss term, as it lowers the abundance of the target and incoming particles, the primaries
and increases the one of the resulting emitted particles, the secondaries. As we have seen, the
chemical abundances of light nuclei (lithium, beryllium and boron) are much larger in CR than
in the solar system. In fact, thermonuclear reactions in the center of the Sun bypass these light
elements and galactic CR impinging on the ISM give birth to them [149]. The reaction we are
considering is

pCR + A
ZNISM → A′

Z′N +X, (2.4)

with A′ < A and/or Z ′ < Z and X is the emitted particle. For example, the destruction of
primary carbon nuclei is responsible for the abundance of boron in CR.

Antiprotons are also produced by the CR protons hitting hydrogen and helium atoms in
the ISM, for example through the reaction

pCR +HISM → p+ p+ p+ p̄. (2.5)

In fact, antiprotons are difficult to be produced by any other astrophysical processes. The
astrophysical background of antideuterons is produced in the same type of reaction, as well.

2.2.3 Ultrahigh energy CR

For completeness, we quickly present ultrahigh energy CR (T > 1018 eV). These CR cannot be
trapped inside our Galaxy by magnetic fields. In fact, the Larmor radius, corresponding to the
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radius of the circular motion of a charged particle, is defined as

rg =
mv⊥
ZeB

, (2.6)

with v⊥ the velocity of the particle in the direction perpendicular to the magnetic field B. For
protons above 1015 eV, the Larmor radius is of the order of the scale of the galactic magnetic
irregularities, which trap the CR inside the Galaxy. Thus, CR with higher energies must have
an extragalactic origin. Possible accelerators for ultrahigh energy CR include pulsars, neutron
stars, gamma-ray bursts, active galactic nuclei [150] and of course DM.

As we have already mentioned before, CR with energies above 5×1019 eV will interact with
CMB photons and produce pions with a center-of-mass energy close to 1.232 GeV, the mass of
the ∆ hadron, in the reaction

p+ γ2.7K → ∆+ → p+ π0. (2.7)

Since the cross-section of this resonance is very large, the universe should be opaque to these
energies and the spectrum should have an exponential cutoff, the Greisen-Zatsepin-Kurmin
cutoff, at this energy. As we have seen earlier certain experiments measured events above the
cutoff, these results were then disproved by more recent data. Particles with energies above
the cutoff should originate from a source at a distance of 50 − 100 Mpc or closer in order to
reach us before interacting with CMB photons and which is in contradiction with the previous
argument.

2.3 Acceleration mechanisms

Global and static magnetic fields cannot change the energy of a particle, but only change
the momentum components. Electric fields are needed for acceleration to occur. Regular
acceleration takes place in a large scale electric field. This is however very difficult to achieve in
astrophysical environments because of the high electrical conductivity of astrophysical plasmas1.
Stochastic acceleration can be achieved when small scale electrical fields are present〈

~E
〉

= 0
〈
~E2
〉
6= 0. (2.8)

Small scale random magnetic fields are then generated and will scatter particles when the
resonance is achieved and thus isotropize the particle distribution in the reference frame of the
turbulences.

Different types of acceleration mechanisms where proposed to explain the power law behav-
ior of the energy spectrum of CR, in particular by Fermi. The differential equation expressing
the variation of the number density should have the following contributions

dN

dt
= diffusion + energy gain/loss + sources + leaks . (2.9)

The analysis of meteorites showed that the flux of CR has been constant for at least 109 years.
Thus usually the time derivative is assume to be negligible and all the components on the right
hand side cancel out. In fact, numerical codes or semi-analytical methods solve the transport
equation in steady-sate condition, which is a valid approximation.

1A few exceptions exist: For example, in rotating magnetic fields, such as pulsars or rotating black holes,
electric fields are created.
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2.3.1 Second-order Fermi acceleration

In 1949, Fermi proposed a stochastic model in which charged particles are accelerated by
successive scattering off magnetic clouds. Let us assume a particle with mass m and velocity
v is injected with an energy E and scatters off a cloud of mass M � m with speed V at an
angle θ. If (E, ~p) is the 4-vector before the scattering associated to the particle with mass m
and (E ′, ~p ′) the 4-vector in the center of mass (which coincides with the magnetic cloud since
m�M), we have

E ′ = γ (E + V px) , (2.10)

p′x = γ

(
px + V

E

c2

)
, (2.11)

with γ =
√

1− (V 2/c2) and px = p cos θ. After the scattering, the center of mass energy has
not changed and only px changes sign. If we go back to the initial system, the particle’s energy
is

E ′′ = γ (E ′ − V (−px)) = γ2

(
E

(
1 +

V 2

c2

)
+ 2V px

)
. (2.12)

To second order in V/c, we obtain

E ′′ ' E + 2E
V 2

c2
+ 2pxV (2.13)

and thus the energy gained during this scattering is

E ′′ − E
E

' 2
V 2

c2
+ 2

V

c
v cos θ. (2.14)

The fractional energy change can be both positive and negative, depending on whether the
particle-cloud scattering is head-on or tail-on. In the relativistic regime, the probability of
scattering as a function of the angle θ is

Prob(θ) ' γ

(
1 +

V

c
cos θ

)
. (2.15)

Since head-on collisions are more probable than tail-on ones, the energy of the particle should
globally increase. In fact, averaging over all angles in the second term of equation 2.14, for
v = c is 〈

2V cos θ

c

〉
=

2V

c

∫
Prob(θ) cos θ sin θdθ∫
Prob(θ) sin θdθ

=
2

3

(
V

c

)2

(2.16)

and thus the averaged gained energy is〈
E ′′ − E
E

〉
' 8

3

(
V

c

)2

. (2.17)

This expression shows that the energy depends only on at second order in V , hence the name
second-order Fermi acceleration. Assuming the distance between two magnetic irregularities
along a field line is L, the time between collisions for a particle on a trajectory with an angle
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φ with respect to the magnetic field line is L/(c cosφ) and the average value is 2L/c, thus the
energy growth rate is

dE

dt
' ∆E

E

E

∆t
=

8

3

(
V

c

)2
E

2L/c
=

4

3

(
V

cL

)2

E = εE. (2.18)

In the end, we want to estimate the spectrum in energy, i.e. dN/dE, neglecting diffusion and
assuming there are no sources of energy E. The gain and leak terms in equation 2.9 can be
written as

dN(E)

dt
=

∂

∂E

(
N(E)

dE

dt

)
+
N(E)

T
. (2.19)

Here, we are model the Galaxy as a leaky box: particles are confined in the halo with a
global magnetic field, once they touch the edge of the propagation region, they escape the
propagation region and can travel into intergalactic space. T is the typical time scale of leaks,
and is independent of the energy E. At equilibrium dN/dE = 0, both contributions cancel out,

∂N(E)

∂E
= −N(E)

E

(
1

εT
+ 1

)
. (2.20)

The solution to this equation is a power lawN(E) ∝ E−α with α = 1+1/(εT ). Moving magnetic
fields are the source of electric fields and particles propagating in this environment change their
momentum. The induced electric field is responsible for this type of particle acceleration, the
scattering leads to momentum transfer. Magnetic irregularities can exist in any plasma excited
by stellar ultraviolet radiation, stellar winds, supernova explosions and the energetic particles
moving through. However, magnetic irregularities in our Galaxy have a velocity 10−4c. The
mean free path is of the order of a parsec and thus we can expect one collision per year. The
gain in energy would not be sufficient to explain the observed energies. In the final transport
equation, we will include a term describing these effects.

The essence of Fermi’s model can be summarized as followed: if the leaking probability of
a collision is P , after k collisions we would have N = N0P

k and if the change in energy per
collision is ∆E = γcE, starting from an energy E0 after k collisions, we will have an energy

E = E0(1 + γc)k, (2.21)

and thus the number density is

N

N0

=

(
E

E0

) lnP
ln(1+γc)

. (2.22)

and the energy spectrum is

N(E)dE = cst× E−1+lnP/ ln(1+γc)dE. (2.23)

Hence it predicts a power law. This is a very general and natural result, that can be applied
to different astrophysical processes, not only the one of magnetic clouds.

2.3.2 First order Fermi acceleration

Bell proposed in 1978 another model in which cosmic particles get accelerated by supersonic
wavefronts of ionized gas, as it may be the case during SuperNova (SN) explosions, as shown

59



on the right panel of figure 2.3. Assuming the gas has a pressure P , a temperature T and a
density ρ and is at rest in front of the wavefront, in the reference frame of the wavefront, the gas
upstream has a velocity v1 and downstream a velocity v2. The conservation of mass dictates

~∇ · (ρv) = 0 ⇒ ρ1v1 = ρ2v2 (2.24)

and the conservation of momentum is written as

~∇ · (P + ρv) = 0 ⇒ P1 + ρ1v
2
1 = P2 + ρ2v

2
1. (2.25)

Finally, Bernoulli’s conservation of energy implies

~∇ ·
(

1

2
ρv3 +

γ

γ − 1
vP

)
= 0 ⇒ 1

2
ρ1v

3
1 +

γ

γ − 1
v1P1 =

1

2
ρ2v

3
2 +

γ

γ − 1
v2P2, (2.26)

where γ = Cp/CV is the ratio of the specific heat of a gas at a constant pressure to specific heat
at a constant volume. Aside from the trivial solution in which all quantities remain spatially
constant, there is the discontinuous solution:

ρ2

ρ1

=
u1

u2

=
(γ + 1)M2

1

(γ − 1)M2
1 + 2

, (2.27)

p2

p1

=
2γM2

1

γ + 1
− γ − 1

γ + 1
, (2.28)

T2

T1

=
(2γM2

1 − γ(γ − 1)) ((γ − 1)M2
1 + 2)

(γ + 1)2M2
1

, (2.29)

with the downstream Mach number M1 = v1/cs = U/cs (cs =
√
γp/ρ is the sound speed in the

gas at rest and U the velocity of the wavefront). In the limit of a strong shock front (M2
1 � 1),

the shock solution simplifies to

ρ2

ρ1

=
u1

u2

=
γ + 1

γ − 1
, (2.30)

p2

p1

=
2γM2

1

γ + 1
, (2.31)

T2

T1

=
2γ(γ − 1)M2

1

(γ + 1)2
. (2.32)

Shocks behave as very efficient heating machines and a large fraction of the incoming pressure
is converted into internal energy of the gas behind the shock front.
Finally, in the case of a monoatomic gas γ = 5/3, thus ρ2/ρ1 = v2/v1 = 4 and v2 = U/4. In
the frame of the gas at rest in downstream of the wavefront, we see the gas upstream of the
wavefront traveling at a speed V = 3U/4. Using the same arguments as for the second-order
Fermi model, the energy variation is

γc =

〈
∆E

E

〉
=

4

3

V

c
=
U

c
. (2.33)

This variation is in first order in velocity. The reason is that a each shock the particle gain
energy, none of shock can slow it down. In the end, the particles will bounce back and forth
inside the shock wave, gaining energy at each collision and accelerate them to the needed CR
energies.
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2.4 Derivation of the transport equation in the diffusion

approximation

The differential equation describing the time evolution of the distribution of charged particles
in a plasma with long-range interaction is a collisionless Boltzmann equation and is called
Vlasov equation. Defining the six-dimensional Lorentz-invariant distribution function f(~x, ~p; t)
of position ~x, relativistic momentum ~p and time t, the relativistic Vlasov equation is written
as

∂f

∂t
+ ~v · ∂f

∂~x
+

∂

∂~p

(
~Ff
)

= 0, (2.34)

where ~F = d~p
dt

is the force acting on the particles. In acceleration mechanisms in astrophysics and
especially first and second order Fermi acceleration, CR particles acquire their energy by small
increments, like in a biased random walk, both in real and momentum space. This random
motion can be treated in the diffusion approximation, giving rise to spatial and momentum
space diffusion terms in the final transport equation.

More precisely, a biased random walk represents a system in which the probability that the
particle changes its momentum and its trajectory at a certain time t depends only on its recent
events and not on the complete history of the particle. This is also called a Markov process.
These processes are described by the Fokker-Planck equation, which is written as

∂f

∂t
= −

N∑
i=1

∂

∂xi

[
D1
i (x1, ..., xN)f

]
+

1

2

N∑
i=1

N∑
j=1

∂2

∂xi∂xj

[
D2
ij(x1, ..., xN)f

]
, (2.35)

where D1
i (x1, ..., xN) is the drift coefficient and D2

ij(x1, ..., xN) the diffusion tensor. The biased
nature of the random walk determines the different coefficients and components of the tensor.
The full transport equation for charged CR in the Galaxy can be obtained directly by computing
the components in equation 2.35, as in [151].

Another way of deriving the transport equation is to start from the Vlasov equation 2.34
and to derive the collision operator (

∂f

∂t

)
c

=
∂f

∂t
+ ~v · ∂f

∂~x
(2.36)

approximating the forcing term ∂(~Ff)/∂~p and changing the Vlasov equation 2.34 into a Boltz-
mann equation with a collision term and thus also into a Fokker-Planck equation. This approach
in presented in [152] and the one we are going to sketch in the following.

The ultimate goal is to describe particle acceleration by magnetohydrondynamical turbu-
lences in a moving fluid. First, we will focus on momentum diffusion, then spatial transport
taking into account spatial gradients and finally add the motion of the scattering medium. The
first effect will give rise to momentum space diffusion, the second to spatial transport and the
third to spatial diffusion and convection.

2.4.1 Momentum space diffusion

Since the energy changes in a each collision is small, we can use the Fokker-Planck formalism
which applies to Markov processes: the probability of change ∆~p in momentum during ∆t
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is assumed to depend on ~p and ~x and not the complete history of the particle. Thus the
distribution function after a time ∆t can be written as

f(~p, ~x+ ~v∆t; t+ ∆t) =

∫
d∆~p Ψ(~p−∆~p,∆~p)f(~p−∆~p,∆~p), (2.37)

Ψ(~p,∆~p)d∆~p is the element of probability for changing the momentum ~p to ~p+ ∆~p in time ∆t
with

∫
d∆~p Ψ(~p,∆~p) = 1. Expanding in a Taylor serie, we have

(
∂f

∂t

)
c

=
f(~p, ~x+ ~v∆t; t+ ∆t)− f(~p, ~x; t)

∆t
=

∫
d∆~p Ψ(~p−∆~p,∆~p)f(~p−∆~p,∆~p)− f(~p, ~x; t)

∆t

=
∂f

∂t
+ ~v · ∂f

∂~x
= − ∂

∂~p

[
f(~p, ~x; t)

〈
∆~p

∆t

〉
− 1

2

∂

∂~p

(
f(~p, ~x; t)

〈
∆~p∆~p

∆t

〉)]
, (2.38)

with the Fokker-Planck coefficients are defined as〈
∆~p

∆t

〉
=

1

∆t

∫
d∆~p Ψ(~p,∆~p)∆~p, (2.39)〈

∆~p∆~p

∆t

〉
=

1

∆t

∫
d∆~p Ψ(~p,∆~p)∆~p∆~p. (2.40)

A simplification of the Fokker-Planck equation arises, when the recoil of the scatter can be
ignored, such that Ψ(~p,−∆~p) = Ψ(~p −∆~p,∆~p) and using again a Taylor expansion and inte-
grating over ∆~p

∂

∂~p

[〈
∆~p

∆t

〉
− 1

2

〈
∆~p∆~p

∆t

〉]
= 0. (2.41)

The Fokker-Planck coefficients vanish for small values of the momentum ~p and thus〈
∆~p

∆t

〉
=

1

2

〈
∆~p∆~p

∆t

〉
. (2.42)

The Fokker-Planck equation becomes

∂f

∂t
+ ~v · ∂f

∂~x
=

∂

∂~p

(
D̄pp

∂f

∂~p

)
, (2.43)

with the momentum space diffusion tensor defined as

D̄pp =
1

2

〈
∆~p∆~p

∆t

〉
. (2.44)

In the case of isotropic scattering by an isotropic distribution of scatters moving at a velocity
va � c, the momentum change of the particle is ∆p = −(~p · ~va)/v and if L is the collision mean
free path, the momentum space diffusion tensor is diagonal D̄pp = Dpp11 with

Dpp =
p2 〈v2

a〉
3vL

. (2.45)

This is a traditional second-order Fermi process. In fact, the velocity of the scattering centers
is squared. The coefficient is also proportional to the squared momentum of the particles and
inversely proportional to the collision free path. This expression is only valid in the non-
relativistic limit.
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2.4.2 Pitch angle scattering

Particles have to be able to leave the acceleration region in order to maintain a steady state
solution. Spatial transport is thus needed. Earlier, we introduced a simple escape term −f/T .
In this case, spatial gradients are not included. Modeling the Galaxy as a leaky box is very
good approximation for CR and we will apply this approach to scattering on plasma waves.

Let us assume a random magnetic field component perpendicular to the global magnetic
field B0 with δB � B0. In the reference frame of the wave, the equation of motion is

d~p

dt
=
q

c
~v × ( ~B0 + δ ~B). (2.46)

Splitting the momentum into one parallel and two perpendicular components, the perpendicular
components cannot change their modulus, while the parallel one is defined by

d~p‖
dt

=
q

c

∣∣∣~v⊥ × δ ~B∣∣∣ and p‖ = pµ, (2.47)

where µ = (~p · ~B)/pB is the particle’s pitch angle, obeying the equation of motion in the wave
rest frame

dµ

dt
=

q

pc
v(1− µ2)1/2δB cos ((Ω− kvµ)t+ ψ) , (2.48)

with the Larmor frequency Ω = qB0/mcγ, k the wave vector and ψ the phase of the wave.
The mean value of the pitch angle variation over a long time vanishes 〈∆µ〉t = 0 and averaging
upon the random phase of the wave, we have

〈∆µ(t′)∆µ(t′′)〉ψ =
q2v2(1− µ2)δB2

2c2p2
cos ((Ω− kvµ)(t′ − t′′)) . (2.49)

Integrating over time, we obtain the pitch angle diffusion coefficient

〈∆µ(t′)∆µ(t′′)〉t =
q2v2(1− µ2)δB2

2c2p2

∫
dt′
∫
dt′′ cos ((Ω− kvµ)(t′ − t′′))

=
q2v2(1− µ2)δB2

2c2p2
δ

(
k − Ω

vµ

)
∆t, (2.50)

where δ(x) is the Dirac function defined as δ(0) = 1 and δ(x) = 0 elsewhere. Only resonant
waves with kres = Ω/vµ interact strongly with the particles and in the limit t→∞, the random
change in pitch angle can be described by a diffusion coefficient

ν =

〈
∆θ∆θ

∆t

〉
=
πq2vδB2

p2c2µ
δ(k − kres). (2.51)

In general, the particle does not encounter one single wave, but rather an energy density E(k) in
waves of different modes. Integrating over all wave numbers, the pitch angle diffusion coefficient
becomes

ν =
π

4
Ω
kresE(kres)

B2
0/8π

∼ Ω

〈(
δB

B0

)2
〉
, (2.52)

making explicit the essential physical expression of the angular diffusion as given by the Larmor
frequency times the power of magnetic field perturbation. The distribution is expected to be
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driven to isotropy, i.e. to be µ-independent, over a time scale of a few ν−1. At each resonance,
the particle changes its pitch angle by ∆θ ∼ δB/B0 with a random sign. The Vlasov equation
with spatial gradients becomes the Fokker-Planck equation(

∂f

∂t

)
c

=
∂f

∂t
+ ~v · ~∇xf =

∂

∂µ

(
Dµµ

∂f

∂µ

)
=

∂

∂µ

(
(1− µ2)ν

∂f

∂µ

)
. (2.53)

2.4.3 Convection and diffusion

When the particle’s mean free paths are sufficiently short, the spatial transport described in the
section 2.4.2 can be treated as a diffusion process [153]. We generalize the Vlasov equation to
particle transport in a non-stationary medium taking into account the motion of the scattering
medium and thus obtaining a convection term in our equation.

We consider the motion of the scattering centers in the shock front moving at a velocity ~u.
To keep the calculation as simple as possible, we will use a non-inertial reference frame with
mixed coordinates: time and position will be taken in the laboratory frame and the momentum
in the plasma frame. The primed coordinates will refers to the laboratory frame, while the
unprimed ones to the plasma frame. At first order in u, the distribution function can be
written as

f ′(~x ′, ~p ′, t′) = f(~x ′, ~p ′ = ~p−m~u, t′)

= f(~x ′, ~p ′ = ~p, t′)−m~u ∂f(~x ′, ~p ′ = ~p, t′)

∂~p ′
. (2.54)

The Vlasov equation in the laboratory frame is still

∂f ′(~x ′, ~p ′, t′)

∂t′
+ ~v ′

∂f ′(~x ′, ~p ′, t ′)

∂~x ′
= − ∂

∂~p ′

(
d~p ′

dt
f ′(~x ′, ~p ′, t ′)

)
(2.55)

and in the non-inertial frame to first order in u and assuming ∂u/∂t = 0 it becomes

∂f(~x ′, ~p, t′)

∂t′
+ (~v + ~u) · ∂f(~x ′, ~p, t′)

∂~x ′
− ~p · ∂~u

∂~x ′
· ∂f(~x ′, ~p, t′)

∂~p
= − ∂

∂~p

(
d~p

dt
f(~x ′, ~p, t ′)

)
. (2.56)

Now, we introduce a vector ~n(~x ′, t′) parallel to the magnetic field at any point ~x ′ in space. The
local pitch angle µ is thus the angle between ~p and ~n. The distribution function f should be
independent of the gyrational phase φ, the angle describing the circular motion of the particle
around the axis of the local magnetic field ~B. Thus f(~x ′, ~p, t′) = f(~x ′, p, µ, t′) and we can
average the terms in equation 2.56 over φ〈

~v
∂f

∂~x ′

〉
φ

= µv~n · ∂f
∂~x ′

+
1

2
(1− µ2)v

∂~n

~x ′
· ∂f
∂µ
, (2.57)〈

~p · ∂~u
∂~x ′
· ∂f
∂~p

〉
φ

=

[
1

2
(1− µ2)

∂~u

∂~x ′
+

1

2
(3µ2 − 1)~n · ∂~n · ~u

∂~x ′

]
p
∂f

∂p
. (2.58)

And the full Vlasov equation 2.56 becomes

∂f

∂t′
+ (µv~n+ ~u) · ∂f

∂~x ′
−
[

1

2
(1− µ2)

∂~u

∂~x ′
+

1

2
(3µ2 − 1)~n · ∂(~n · ~u)

∂~x ′

]
p
∂f

∂p
+

1

2
(1− µ2)v

∂~n

∂~x ′
· ∂f
∂µ

=
∂

∂µ

(
1

2
(1− µ2)ν

∂f

∂µ

)
, (2.59)
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where we used the pitch angle coefficient from equation 2.53. The distribution function f in
the scattering medium is approximately isotropic and since u � v, we can expand f in terms
of u/v: f = f0 + f1 + f2 with fn = O(u/v)nf0. At 0th-oder, we get

∂

∂µ

(
1

2
(1− µ2)ν

∂f0

∂µ

)
= 0, (2.60)

confirming that f0 is totally isotropic, i.e. independent of µ. At 1-st order, we have an equation
for f1

µv~n
∂f0

∂~x ′
=

∂

∂µ

(
1

2
(1− µ2)ν

∂f1

∂µ

)
⇒ ∂f1

∂µ
= −v

ν
~n · ∂f0

∂~x ′
(2.61)

And finally at 2-nd order

∂f0

∂t′
+ ~u · ∂f0

∂~x ′
+ µv~n · ∂f1

∂~x ′
−
[

1

2
(1− µ2)

∂~u

∂~x ′
+

1

2
(3µ2 − 1)~n · ∂(~n · ~u)

∂~x ′

]
p
∂f0

∂p

+
1

2
(1− µ2)v

∂~n

∂~x ′
∂f1

∂µ
=

∂

∂µ

(
1

2
(1− µ2)ν

∂f2

∂µ

)
. (2.62)

Averaging over µ and replacing 2.61, we obtain

∂f0

∂t′
+ (~u · ∇)f0 −∇

(
~nD‖(~n · ∇)f0

)
=

1

3
(∇ · ~u)p

∂f0

∂p
, (2.63)

where the µ-averaged diffusion coefficient is diffined as

D‖(~x
′, ~p, t′) =

〈
1

2
(1− µ2)

v2

ν

〉
µ

. (2.64)

Now we have a transport equation for the isotropic part of the distribution function f0 and at
the order at which we are working it does not matter whether we measure it in the wave frame
or the inertial frame, thus f0 = f0(~x, p, t). The equation contains a convection and a diffusion
term (on the right hand side), as well as an adiabatic energy loss term (on the left-hand side).
We can add momentum space diffusion, as obtained in equation 2.43, to the spatial diffusion
in a coherent way, for the isotropic distribution function f(~x, p, t)

∂f

∂t
+ (~Vc · ∇)f −∇

(
~nD‖(~n · ∇)f

)
=

1

3
(∇ · ~Vc)p

∂f

∂p
+

1

p2

∂

∂p

(
p2Dpp

∂f

∂p

)
, (2.65)

~Vc becomes a compromise velocity between the velocity of the background ~u and the one of
the plasma waves ~va. The momentum diffusion coefficient also obtains a contribution from the
pitch angle scattering. It is however always proportional to Dpp ∝ v2

A, the plasma wave velocity
squared. The exact formulas can be found in [152] equation 3.41, here we do not need to go in
such detail. Finally, energy losses (other than adiabatic) and source terms have not been taken
into account until now, but have to be added to the full transport equation in order to describe
the propagation in the Galaxy faithfully.

In the next section, we will present the model used in CR propagation, called the Halo
Diffusion Model. In this model the spatial and momentum diffusion terms, as well as convection,
can be approximated and have a simple analytical form.
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Figure 2.4: Schematic edge-on view of the HDM of our Galaxy with CR acceleration sources,
diffusive, convective and energy loss processes [154].

2.4.4 Full transport equation

The Halo Diffusion Model (HDM) is used to describe CR propagation in our Galaxy and is
represented in figure 2.4. The Galaxy consists of two cylindrical regions with radius R and a
cylindrical symmetry. The disk with a half height h is embedded in the diffusive halo with a
half-height L� h (typically L is 10-100 times larger than h). The diffusive halo is a leaky box:
particles are assumed to be confined in the halo with a global magnetic field, once they touch
the edge of the halo, they escape the propagation region and can travel into intergalactic space.

Essentially, the disk is a particular region of the diffuse region, because of the stars and
the ISM it contains. Primary sources in the from of SNR as well as secondary sources, due
to spallation of primary CR on the ISM, are present. SN explosions and radiation pressure of
stars create a convective wind away from the disk and the adiabatic expansion is responsible for
adiabatic losses of CR. Energy losses in the disk are an additional ingredient in the propagation
of nuclei and especially of electrons and positrons.

In the entire diffusive halo, random motion of CR in magnetic inhomogeneities is modeled
as spatial diffusion. Since the diffusion centers have a non-zero velocity, also a momentum space
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diffusion is present. This diffusive reacceleration is very effective in the disk and is thus not
modeled in the rest of the diffuse region.

Starting from equation 2.65, where we already have spatial diffusion, convection, adiabatic
losses and momentum space diffusion we have to add other terms in order to take into account
all the effects that are important for the CR propagation:

• energy losses (other than adiabatic), for example due to ionization, or in the case of
electrons, due inverse Compton scattering, synchrotron emissions and bremsstrahlung,

• spallation, as presented in section 2.2.2, is a source for secondary particles and a loss term
for primary CR species,

• particle decay,

• radioactive decay transforming a nucleus j into a lighter nucleus i,

• particle production from nucleus type j to i,

• primary sources, such as assumed to be SN explosions discussed in section 2.2.1, but also
DM annihilation and decay as we will see later.

Finally, the full transport equation for Ni(t, ~r, p), the isotropic number density of cosmic-ray
nuclei of type i (and even electrons and positrons, when the source term is correctly accounted
for) can be written as

∂Ni

∂t
=∇ ·

(
Dxx · ∇Ni − ~VcNi

)
+

∂

∂p

[
Dppp

2 ∂

∂p

(
Ni

p2

)]
+

∂

∂p

[(p
3
∇ · ~Vc + bi

)
Ni

]
−
(
nvσi +

1

τi

)
Ni +

∑
j<i

(
nvσij +

1

τij

)
Ni + Si, (2.66)

On the right hand side the first term accounts for spatial diffusion with Dxx is the spatial
diffusion tensor, the second term for convection with ~Vc the convection velocity and the forth
term p

3
∇ · ~Vc represent the adiabatic momentum loss rate. These terms can be recovered by

following the discussion in section 2.4.3. The third expression on the right hand side describes
momentum diffusion (or second-order Fermi acceleration), discussed in section 2.4.1. In the case
of an isotopic distribution function the momentum space diffusion in equation 2.43 becomes

∂

∂~p

(
D̄pp

∂f

∂~p

)
=

∂

∂p

(
Dpp

∂f

∂p

)
(2.67)

with Dpp the momentum diffusion coefficient. The fifth term in equation 2.66 represents energy
losses due to ionization or other energy-loss mechanisms with bi = −dp

dt
the momentum loss rate.

Finally in the last terms, we take into account the other effects enumerated above: n is the
number density of the ISM), v the particle speed in the ISM, σi the total spallation cross-section,
τi decay time, σij particle production cross-section from nucleus type j to i, τij the radioactive
decay time from nucleus species j to i and Si primary cosmic-ray source injection rate.

Let us discuss the most important terms in more detail and present the approximations
used in the HDM for CR propagation.
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Astrophysical primary sources

As we have seen in section 2.2.1, SN explosions are most likely the astrophysical primary
sources of CR. The injection spectrum for nuclei is assumed to be a power law in momentum;
the distribution of sources is chosen to reproduce the γ-ray signal found by EGRET and
Fermi [155, 156] or on the basis of pulsar and progenitor star surveys [157], which are more
peaked distributions than those empirically obtained by γ-rays. The source are assumed to
continuously spread along the disk and are steadily accelerating charged particles.

Diffusion and convection

Magnetohydordynamical turbulences in a plasma are called Alfvén waves, named after Hannes
Alfvén who won the Nobel prize in Physics in 1970 for his work in plasma physics. These
dispersionless waves represent the oscillation of ions, as well as the magnetic field. The ion
mass density has the role of inertia and the magnetic field line tension the one of restoring
force. The propagation velocity of these waves is

vA =
B
√
µ0ρ

, (2.68)

where B is the magnetic field strength, µ0 the vacuum permeability and ρ =
∑
nsms the total

mass density of charged particles in the plasma. Alfvén waves are responsible for the spatial
diffusion and since these scattering centers have a proper velocity they are also responsible for
momentum space diffusion. The two diffusion coefficients are thus related to each other, as we
will see in the following.

The spatial diffusion coefficient is assumed to depend on the rigidity of the particles R =
pc/Ze with an exponent δ, other dependence can also be added, as we will see in the following.
Different codes exist in order to solve equation 2.66: Galprop [158] and DRAGON [159] solve
the equation in fully numerically, while USINE [160] solves it in a semi-analytical approach.
The spatial and momentum diffusion coefficient differ slightly from one code to another, but
describe the same effects and fit very well the CR data.

• In GalProp the spatial diffusion coefficient has the form Dxx = D0β (R/R0)δ with R0 = 4
GV and the momentum diffusion coefficient is

Dpp =
4p2v2

a

3δ(4− δ2)(4− δ)Dxx

. (2.69)

As in equation 2.45, we recover the dependence in v2
a as well as in p2. The mean free

path L is then linked to the spatial diffusion coefficient. In fact, Dxx appears at the
denominator in 2.69, essentially expressing the fact that the more efficiently cosmic rays
diffuse in space, the fewer collisions there are and the weaker the energy diffusion.

• In the case of the DRAGON code, the spatial diffusion coefficient is written as Dxx =
D0β

η (R/R0)δ e−z/zt with R0 = 3 GV. The relation with the momentum diffusion coeffi-
cient is the same as for GalProp.

• In USINE, spatial diffusion has the same form as in GalProp, but with R0 = 1 GV.
The transport equation 2.66 is written for the number density as a function of energy
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ψ(~x,E, t) = dn/dE and thus the momentum space diffusion is treated as an energy
diffusion in the no-recoil hard sphere scattering center approximation [161]

DEE =
2

9

v2
aE

2β4

Dxx(E)
. (2.70)

Finally, convection is assumed to be in the direction of the symmetry axis of the cylinder, i.e.
along the z-axis. In the USINE code, adiabatic losses are supposed to take place only inside
the disk and thus in the thin disk approximation ∇ · ~Vc ' Vc/h, as the value of the convective
wind is −Vc at −h and +Vc at +h. In DRAGON, convection increases away from the disk (see
parameters in table 2.2).

Energy Losses

For nuclei, energy losses due to Coulomb interaction and ionization can be modeled in the disk,
for energies below 10 GeV, they do not represent an important contribution to the propagation,
as shown in figure 2.5. For electrons however, these losses, as well as bremsstrahlung and Inverse
Compton scattering on InfraRed (IR) radiation and stellar light have to be fully taken into
account. In the entire halo, energy losses due to synchrotron radiation and Inverse Compton
(IC) on CMB photons have also to be added. This will be further investigated in chapter 4.

Figure 2.5: Energy loss time scale for nucleons and electron/positions in neutral and ionized
hydrogen for gas densities of nH = nHII = 0.01 cm−3 and equal energy densities of photons and
magnetic field U = UB = 1 eV cm−3 [162]. The importance of an energy loss rate in the propagation
of CR is inversely proportional to the time scale.

2.4.5 Experimental determination of the diffusion parameters

Different types of nuclei can be sensitive to different propagation parameters. Therefore using
available measurements allows us to constrain the values of these parameters and to find precise
models able to reproduce all the abundances and spectra. Stable secondary particles, such as
lithium (Li), beryllium (Be) and boron (B) (but also scandium (Sc), titanium (Ti) and vanadium
(V)) can give us information on the ratio L/D0, while radioactive secondaries (beryllium 4Be,
aluminum 26Al, chlorine 36Cl or manganese 54Mn) probe the halo size L and the diffusion
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coefficient D0 separately. In addition secondary to primary ratio (typically B/C) are sensitive
to D0 and the energy dependence of the diffusion coefficient δ [163]. The relative abundance of
radioactive secondaries (10Be/9Be) probes the halo size L as large diffusion volume increases the
probability of radioactive decay of the isotope and thus a smaller ratio is recovered at Earth.
K-capture isotopes (vanadium 49V, chromium 51Cr) decay by absorbing an electron and have a
short lifetime in the ISM. They are sensitive to reaccelerating and solar modulation (discussed
below). In general, light nuclei (up to oxygen) have experienced propagation through large
galactic regions and inform us on the averaged propagation parameters [161] while radioactive
isotopes with short lifetimes and heavy nuclei give us useful insight into the Local InterStellar
medium (LIS) [158].

USINE

Using the USINE code, references [164, 165] derive propagation parameters satisfying the mea-
surements of CR data. Three models are proposed, in agreement with the B/C data from
NASA HEAO 3 satellite [166], as well as data from balloons and the ISEE 3 experiment. The
parameters for the three models are shown in figure 2.1. They are named in relation with their
antiproton flux from DM annihilation: MIN (MAX) minimize (maximize) the antiproton sig-
nal from DM. MED gives a antiproton flux in the middle of MIN and MAX.

Model δ D0 [kpc2/Myr] Vc [km/s] L [kpc] va [km/s]
MIN 0.85 0.0016 13.5 1 22.4
MED 0.70 0.0112 12 4 52.9
MAX 0.46 0.0765 5 15 117.6

Table 2.1: CR propagation parameters using USINE code for nuclei and elec-
trons/positrons in the Galactic halo (from [164, 165]). δ and D0 diffusion parameters, Vc
is the velocity of the convective wind, L is the half-thickness of the diffusive cylinder and va is
the velocity of the reaccelerating scattering centers.

The propagation model MIN has already been disfavored due to its small thickness of the dif-
fusion cylinder. Studies on synchrotron emission, radio maps and low energy positron spectrum
exclude a diffusion halo scale smaller than 2 kpc at 3σ level [167]. Moreover, a bayesian analysis
on B/C, 10Be/9Be ratios and carbon and oxygen spectra suggests a thickness in the interval
[3.2, 8.6] kpc at 95% confidence level [168]. The analysis in [169] also disfavor a 1 kpc thickness,
although the observation region is not optimized and the results are weakened by the inclusion
of DM. And finally positron measurements from PAMELA exclude the MIN model [170].

DRAGON

In a similar way, propagation parameters can be derived with the DRAGON code, they are pre-
sented in 2.2. Five benchmark models are shown, in a similar fashion as for MIN MED and
MAX. Their classification is however different:

• The THN, KRA and THK models assume the same value of δ – corresponding to a
Kraichnan-type turbulence in the Quasi-Linear Theory (QLT) – but different values for
the height zt of the diffusion cylinder: THN corresponds to a very thin diffusion zone (0.5
kpc), KRA assumes 4 kpc and THK applies if the diffusion zone is as thick as 10 kpc.
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Model δ η D0 [1028 cm2 s−1] dVc
dz

[km s−1 kpc−1] zt [kpc] va [km/s]
KRA 0.50 -0.39 2.64 0 4 14.2
KOL 0.33 1 4.46 0 4 36
CON 0.6 1 0.97 50 4 38.1
THK 0.50 -0.15 4.75 0 10 14.1
THN 0.50 -0.27 0.31 0 0.5 11.6
THN2 0.50 -0.27 1.35 0 2 11.6
THN3 0.50 -0.27 1.98 0 3 11.6

Table 2.2: CR propagation parameters using DRAGON code for the 5 standard profiles of
[171] (upper portion of the table) as well as of the modified ‘thin’ setups (lower portion).

• The KOL model instead assumes a δ = 1/3 (which is given by Kolmogorov turbulence in
QLT), with a diffusive characteristic height fixed at 4 kpc.

• The CON model includes strong convective effects with vconv(z = 0) = 0 and dvconv/dz 6=
0 (but the diffusive height is still fixed at 4 kpc).

QLT is the simplest theory describing turbulences in a plasma far from equilibrium. Assuming
an incompressible and isotropic plasma, the Kolmogorov and Kraichnan spectra can be obtained
by choosing different magnetic field configurations: when the mean magnetic field dominates the
fluctuations, we obtain a Kraichnan energy spectrum, while when the magnetic field fluctuations
are stronger than the mean magnetic field, the spectrum is Kolmogorov-like. These energy
spectra give rise to the diffusion coefficients with δ = 1/2 (KRA= strong mean field) and
δ = 1/3 (KOL= strong fluctuations).

Using these parametrization, small halo scales are also disfavored. For example in [167] the
authors claim a 5-σ exclusion for models with zt < 2 kpc, with the best fit obtained from both
synchrotron profiles and spectra being located around zt ' 8 kpc. Other works show similar
results [172, 173, 174]: e.g. in [174] the authors model several radio maps of the Galaxy as
superpositions of an isotropic component plus the Galactic synchrotron emission, and obtain
a preference for large halos in agreement with [167]. In order to investigate more carefully
different choices for the thickness of the diffusion zone, we define two more THN-type models
with, respectively, zt = 2, 3 kpc.

2.5 Solar modulation

The outer solar atmosphere, also called the solar corona, is a very hot plasma which turns
into a continuous plasma stream of coupled particles and magnetic fields: the solar wind. It
encounters the ISM and a heliospheric bubble is created, separated by the heliopause from the
ISM. Since the Sun is moving with respect to the ISM, an asymmetry with a bow shock and a
heliotail is shaped, as shown in figure 2.6. In addition, due to the rotation of Sun around it’s
own axis, the magnetic field lines form a spiral, the Parker spiral. The two Voyager spacecrafts,
launched in 1977, have observed the changes the solar wind undergoes at the heliospheric ter-
mination shock and the heliopause [175, 176].
Energetic particles can be produced inside the heliosphere, for example during solar flares ions
can be accelerated up to energies of a few GeV and electrons to a few 100 MeV. Other pro-
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Figure 2.6: Model of the heliosphere in the rest frame of the Sun where the plasma flow of the
ISM is compressed to form a bow shock [177].

duction mechanisms include coronal mass ejections and even emission of electrons by planetary
magnetospheres, such as the one of Jupiter.

2.5.1 Effects of CR in the heliosphere

When entering the heliosphere, galactic CR encounter the solar wind, reshaping their energy
spectrum up to energies of ∼ 20 GeV (for protons). The observed temporal variation of the
CR intensity is called solar modulation. Corrections due to modulation effects are even used
in archeology and in planning the flight path of commercial passenger jets [178]. For CR
propagation, two periodic effects have to be considered: first, an anticorrelation between solar
activity, undergoing an 11-year cycle and measured by the Sun spot number for example, and
CR intensity has been well established. Second, the 22-year cycle related to the reversal of
the Heliospheric Magnetic Field (HMF) at each period of extreme solar activity has also to
be taken into account. The 27-day solar rotation and the daily variations due to the Earth’s
rotation are usually neglected, since their effect on CR are very small.

Transport equation

The effects on the propagation of CR in the heliosphere can be described with a transport
equation, a diffusion-convection equation similar to the one for the propagation in the Galaxy.
In fact, CR transport was first derived in the case of propagation in the heliosphere by Parker
[179]. The Parker equation for the number densityN(~x, p, t), related to the distribution function
f(~x, p, t) through N(~x, p, t) = 4πp2f(~x, p, t), can be written as

∂f

∂t
= ∇ · (Ks · ∇)−

(
~V + 〈vd〉

)
· ∇f +

1

p2

∂

∂p

(
p3

3
(∇ · ~V )f

)
+ S, (2.71)
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Figure 2.7: Measurement of the tilt angle left: A schematic of the heliospheric magnetic field:
the rapidly oscillating grey line indicates the current sheet. The latitudinal extent of the current sheet
is specified by the tilt angle α = θtilt. The trajectories of electrons and positrons are also shown. right:
Measurements of the tilt angle for PAMELA and AMS-02 data taking periods [183].

with Ks the symmetrical diffusion tensor, ~V the solar wind velocity, 〈vd〉 the averaged particle
drift velocity due to gradients and curvatures in the global HMF and the adiabatic losses

usually expressed as 1
p2

∂
∂p

(
p3

3
(∇ · ~V )f

)
= 1

3
(∇ · ~V ) ∂f

∂ ln p
. Second-order Fermi acceleration can

be neglected in the case of heliospheric propagation. An elegant simplification can been applied
to this equation: the averaged drift velocity for an isotopic or weakly anisotropic distribution
is expressed as

〈vd〉 =
βP

3
∇×

~B

B
, (2.72)

with P = p/q the rigidity, and can be absorbed into the diffusion tensor as an antisymmetric
component [180]. In fact, we can define the diffusion tensor

K =

κ‖ 0 0
0 κ⊥ −κT
0 κT κ⊥

 , (2.73)

with κT = βP/3B and where κ‖ and κ⊥ are the diffusion coefficient parallel and perpendicular
to the background magnetic field and equation 2.71 becomes

∂f

∂t
= ∇ ·

(
K · ∇ − ~V f

)
+

1

p2

∂

∂p

(
p3

3
(∇ · ~V )f

)
+ S. (2.74)

The parallel diffusion coefficient for example, is simply κ‖ = λ‖v/3 and for momentum P > 0.1
GeV, the parallel mean free path can be modeled as

λ‖ ∝ λ0

(
P

GeV

)δ (
B0

B

)
, (2.75)

with B0 the Solar Magnetic Field strength at Earth. Thus the parallel diffusion coefficient
is inversely proportional to the SMF strength B [181] and the rigidity dependence has an
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Figure 2.8: Proton spectra measured by PAMELA at different conditions of the solar cycle and
computed spectrum using the full Parker equation [184] .

exponent δ, as in the propagation of CR in the Galaxy. The perpendicular components can
also be modeled [182].
Since polarities are opposite in the northern and southern hemispheres of the Sun, an interface
where the intensity of the SMF is null is formed. This plane is called the heliospheric current
sheet (HCS). If the magnetic poles were perfectly aligned with the rotation axis of the poles,
the HCS would be a plane perpendicular to the rotation axis. But since the magnetic poles
are not aligned with the rotation axis, the HCS oscillates and has a ”skirt”-like shape. We
then define the angle between the magnetic pole and the axis of rotation as the tilt angle α,
as shown on the left panel of 2.7. During the 11-years of the solar activity cycle, the magnetic
poles migrate towards the Sun’s equator, increasing the tilt angle until they cross the equator at
solar maximum and reverrse the polarity of the HMF. Thus, the value of the tilt angle depends
on the solar activity and its time evolution from 2003 to 2013 is shown on right panel of figure
2.7.
Numerical codes solving the full Parker equation reproduce very well the measured spectra, as
shown on the right panel of figure 2.8 for the proton spectrum measured at different periods of
the solar cycle.

Gradient and curvature drift

On top of the strength of the solar wind, particle drift cannot be neglected in solar modulation.
Cycles where the magnetic field is directed outward in the northern and inward in the southern
magnetic hemisphere are referred to as A > 0 cycles and during A < 0 cycles, the magnetic field
is oriented in the opposite direction. In A > 0 cycles, positively charged particles drift inward
at the poles and then downward from the poles toward the current sheet (near the equator).
During A < 0 cycles, particles drift inward along the current sheet (near the equator) and then
upward toward the poles, as shown on figure 2.9.
CR of opposite charge will reach the Earth from different heliospheric directions, particles with
opposite charges will experience solar modulation differently. Not only does the flux of particles
change according to the solar activity and HFM configuration, but we can also expect the flux
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Figure 2.9: Drifts for positively charged CR during A > 0 and A < 0 HMF polarity cycle.
During A > cycles, the particles drift inwards, while in A < 0 cycles, they drift outwards [185] .

of antiparticles to be different from the one of particles.

2.5.2 Force-field approximation

If we want to follow the entire particle’s journey from their production to their detection at
Earth, we need to model both the galactic and the heliospheric propagation, with two transport
equations. Using the full Parker equation after the transport equation 2.66 is a complicated
exercise. Thus we are now going to introduce a successful approximation, called the force-field
approximation, in order to take into account solar modulation in a simple and phenomenological
correct frame. To sketch the approximation first proposed by Gleeson and Axford [186], we
start from equation 2.74 and use ∇ · ~v = ∇(~vf)− ~v · ∇f

df

dt
= ∇ ·

(
K∇f − ~V f

)
+

1
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∂
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3
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− 1

p2

∂

∂p

(
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(
p

3
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f

)
f

)
+ S. (2.76)

Writing the adiabatic loss as 〈ṗ〉 = p
3
~V ∇f/f , we further simply the equation to

df
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= ∇ · (K∇f) +
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(
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)
+ S. (2.77)

We can define the Compton-Getting coefficient C = −1/3 ∂ ln f/∂ ln p, one third of the spectral
index of a power law spectrum in momentum space, and the transport equation is a continuity
equation

df

dt
= ∇ ·

(
K∇f − C~V f

)
− 1

p2

∂

∂p

(
p2 〈ṗ〉 f

)
+ S, (2.78)

where we can define the flux S = K∇f − C~V f . Our goal is to find an analytical solution
making a few approximations. Following the arguments in [187], we assume

• a steady-state solution ∂f/∂t = 0,

• no sources are present inside the heliosphere S = 0,
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• spherical symmetry and defining K as a single, effective radial coefficient, the structure
of the magnetic field is lost,

• adiabatic losses 〈ṗ〉 are negligible compared to the other terms in the equation.

We obtain an equation in the weak-modulation approximation which is most accurate in the
inner heliosphere and in which oppositely directed convective and diffusive flows nearly cancel
out

V p

3

∂f

∂p
+K∂f

∂r
= 0. (2.79)

At the boundary of the modulation region, we have a constant solution f(r, p) = fb(rb, pb) along
the contours satisfying dp/dr = V p/3K. Performing the change of variable from momentum
p to rigidity P = A/Z

√
K(K + 2m0), with K and m0, the kinetic and rest mass per nucleon,

respectively, the equation becomes

V P

3K
∂f

∂P
+
∂f

∂r
= 0 (2.80)

and the coefficient in front of the first term has dimension of potential per unit length, or field.
This is why this approximation is called the force-field approximation. Assuming the diffusion
coefficient is separable K(r, P ) = βκ1(r)κ2(P ), the solution of the equation 2.80 is∫ Pb

P

βκ2(P ′)

P ′
dP ′ =

∫ rb

r

v(r′)

3κ1(r′)
≡ φ(r). (2.81)

If κ2 ∼ P and β ∼ 1, the force-field potential (also called Fisk potential) becomes Pb − P =
φ [188], Pb = is the rigidity at the boundary of the modulation region. By definition, the
modulation potential causes energy change, however in the beginning we neglected adiabatic
losses. By chance, it can be shown that the force-field energy loss V P/3K is an upper bound
to the true adiabatic loss [189].

In the end, the energy spectrum at Earth dΦ⊕/dK is obtained by “rescaling” the rigidity
of the particles before they enter the heliosphere

dΦ⊕
dK

(K) =
dΦLIS

dK

(
K +

Ze

A
φ

)
K(K + 2m)(

K +m+ Ze
A
φ
)2 −m2

. (2.82)

All these approximations are valid for kinetic energies above a few 100 MeV/nucleon [188, 190].
If the diffusion coefficient is not separable, then we have to assume Pb − P = f(φ, P ). The
force-field approximation is particularly successful in describing the solar modulation of proton
and helium nuclei and reproduces well the shapes obtained by observations [191, 192] as well as
numerical simulations with the full Parker equation [193]. In fact, simulated proton data with
the dedicated numerical code HelioProp ([182, 194]) can be reproduced by using a force-field,
as shown in table 2.3.

In practice, we will use the force-field approximation in order to model the effects of solar
modulation on the fluxes of galactic CR. Before analyzing experimental data, it may be useful
to study the values of the force-field potential for protons and antiprotons and thus determine
an interval that we can use later in our analysis. For this purpose, we use the code HelioProp,
obtain modulated fluxes for protons and antiprotons in different heliospheric propagation setups
and fit the force-field potential. We considered a range of heliospheric propagation setups, in
order to include all possible scenarios, in which:
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• The polarity of the SMF and tilt angle were fixed to the appropriate values for the
PAMELA data taking period. Since the data are dominated by the exceptional 2008-
2009 solar minimum, a low value of the tilt angle is expected. In agreement with [195]
we considered a value of 10◦, which was also used in [194] to model leptonic data.

• The mean free path in the heliosphere (a free parameter which is generally fit to the data)
was allowed to vary in a quite extreme range, from 0.01 AU to 0.4 AU.

• Also other parameters such as the normalization of the magnetic field and the ratio
between perpendicular and parallel diffusion coefficients were varied within very wide
ranges.

Then, for every HelioProp run we found the Fisk potential that provided the best fit of the
modulated proton and antiproton spectra separately. We see that the force-field potential
for antiprotons is not necessarily equal to the one of the protons. In a traditional force-field
approximation, both force-fields should be equal, since charge-dependent effects due to drifts
are neglected. In order to go beyond this simple approximation, we will consider the antiproton
force-field to be different from the one of protons and still use equation 2.82. This is not a fair
approach in the strict sense, but it allows us to take into account charge dependent effects in a
very simple framework, without having to use complicated numerical codes.
The two force-fields typically do not differ by more than 50%. Moreover, these dedicated runs
find that the value for antiprotons tends to be larger than the one for protons, at least for
conditions of solar activity featuring a negative polarity of the solar magnetic field, a tilt angle
of the heliospheric current sheet of about 20-40 degrees (both assumptions being appropriate
for the PAMELA data taking period) and a parallel mean free path of protons at Earth not
smaller than ∼ 0.05 AU [196]. Only if the mfp assumes very small values one can have a Fisk
potential for protons larger than the one for antiprotons. For electrons, solar modulation is

more complicated. Even though electrons with energies E ∼ 1− 100 MeV are relativistic, and
β = 1 holds, the diffusion coefficient K is independent of the rigidity and the approximations
done for nuclei in equation 2.81 cannot be performed. Thus, the force-field is insufficient to
describe the modulation and does not have dimension of a potential.

2.6 CR Experiments

In the following chapters, we will analyze data from different experiments: antiproton data
from PAMELA and AMS-02 as well as γ-rays from Fermi-LAT. Let us first present shortly
theses experiments.

2.6.1 PAMELA

The Payload for Antimatter Matter Exploration and Light-nuclei Astrophysics
(PAMELA) is a module on board the Resurs-DK1 Russian satellite, launched on June 15th
2006. It is the first satellite-based experiment designed for the detection of CR, focussing on
antimatter (positrons and antiprotons).
The most important result presented by the collaboration in 2008 is the rise in the positron
fraction from 10 to 60 GeV, shown on the left panel of figure 1.23. The majority of astrophys-
ical sources would predict a falling positron fraction thus the rise is know as the PAMELA or
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polarity tilt angle α [◦] m.f.p. λ0 [AU] δ [-] φp [GV] φp̄[GV] rel. diff. [%]

-1.00 10.00 0.05 0.30 1.18 1.18 0.00%
-1.00 10.00 0.05 0.50 1.18 1.18 0.00%
-1.00 10.00 0.05 1.00 1.12 1.12 0.00%

-1.00 10.00 0.10 0.30 1.06 1.10 3.77%
-1.00 10.00 0.10 0.50 1.02 1.10 7.84%
-1.00 10.00 0.10 1.00 1.02 1.10 7.84%

-1.00 10.00 0.20 0.30 0.78 0.96 23.08%
-1.00 10.00 0.20 0.50 0.74 0.90 21.62%
-1.00 10.00 0.20 1.00 0.60 0.74 23.33%

-1.00 10.00 0.30 0.30 0.60 0.82 36.67%
-1.00 10.00 0.30 0.50 0.54 0.76 40.74%
-1.00 10.00 0.30 1.00 0.46 0.58 26.09%

-1.00 10.00 0.40 0.30 0.36 0.46 27.78%
-1.00 10.00 0.40 1.00 0.48 0.72 50.00%

-1.00 20.00 0.05 0.30 1.46 1.18 -19.18%
-1.00 20.00 0.05 1.00 1.28 1.12 -12.50%

-1.00 20.00 0.40 0.30 0.48 0.72 50.00%
-1.00 20.00 0.40 1.00 0.36 0.46 27.78%

-1.00 40.00 0.05 0.30 1.56 1.18 -24.36%
-1.00 40.00 0.40 0.30 0.50 0.70 40.00%
-1.00 40.00 0.40 1.00 0.38 0.44 15.79%

-1.00 60.00 0.05 0.30 1.50 1.86 24.00%
-1.00 60.00 0.05 1.00 1.18 1.34 13.56%
-1.00 60.00 0.40 0.30 0.50 0.66 32.00%
-1.00 60.00 0.40 1.00 0.40 0.42 5.00%

Table 2.3: Solar modulation parameters used in HelioProp in order to simulate the Sun’s
effect and fitted force-field potentials for protons and antiprotons

positron excess. This result confirmed suspicions after the HEAT experiments also pointed
towards a rise in the positron fraction. However, the error bars on the measurements were large
and at these energies the experiment was limited by particle identification: it may have not
been able to distinguish between a proton and a positron. Thus, it is truly PAMELA which
established the rise. On the other hand, no excess was found in the antiproton flux, as seen on
the right panel of figure 1.23.

The PAMELA experiment also confirmed the presence of antiprotons in the Van Allen
radiation belts while passing through the South Atlantic Anomaly (SAA). The Van Allen belts
are donut-shaped rings of charged particles trapped by the Earth’s magnetic field. In 2011, it
was well known that the belts contained protons and electrons, PAMELA confirmed theoretical
models predicting also the presence of antiprotons. They originate from the interaction of CR
with the upper atmosphere before being trapped by the Earth’s magnetic field.

2.6.2 AMS-02

The Alpha Magnetic Spectrometer (AMS) is a particle physics detector on board the
International Space Station (ISS). The prototype AMS-01, a simplified version of the detector,
was flown on board the Space Shuttle Discovery during flight STS-91 in 1998 and exposed it to
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the space environment. The prototype measured CR fluxes, thus proving the feasibility of the
mission. The real experiment AMS-02 was then launched on May 16th 2011 onboard the Space
Shuttle Endeavor carrying it to the ISS. The module was installed on the space station three
days later. For a long time, it was not sure if AMS-02 could be brought to the ISS. In fact,
after the tragic accident of the Space Shuttle Columbia, NASA reduced Shuttle flights. Other
ways of delivering the experiment to the space station were investigated, but fortunately on its
last flight (the second to last flight of the entire Space Shuttle program) Endeavor brought the
experiment to its location.
The AMS-02 experiment was first supposed to contain a cryogenic, superconducting magnet.
After the announcement of the extension of the ISS’s operational time, the collaboration de-
cided to integrate the non-superconducting magnet used for the prototype mission. Thus, the
experiment should be able to measure CR fluxes through the entire lifetime of the ISS, until
2020 or longer.
The first results announced by AMS-02 concern positrons. In fact, the experiment measured
the position fraction up to energies of 275 GeV with an unprecedented precision. The data
may show a flattening of the rise around 275 GeV, as shown on figure 1.23. In addition, no
anisotropy was found by AMS-02 in the positron flux. Very recently, the antiproton over
proton ratio was presented at CERN. We will discuss these measurements and the implications
for DM in the next chapter.

2.6.3 Fermi

The Fermi Gamma-ray Space Telescope (previously named Gamma-ray Large Area
Space Telescope or GLAST) is the successor of the EGRET mission and was brought into
low Eath orbit on June 11th 2008 by a Delta II rocket. The mission is designed to observe
high-energy phenomena in the universe, such as understanding the mechanisms of particle
acceleration in active galactic nuclei (AGN), pulsars, and SNR, study supermassive blackholes,
merging neutron stars, etc.. It has two main instruments on board: the Gamma Burst
Monitor (GBM), measuring gamma ray energies of 8 keV up to 30 MeV with a temporal
resolution of two microseconds and the Large Area Telescope (LAT) measuring gamma
rays with energies of 20 MeV to 300 GeV. The LAT has a very large field of view, over 2
steradian (1/5 of the entire sky) and has a high sensitivity above 10 GeV.
The Fermi satellite is responsible for numerous astrophysical discoveries, such as a gamma-ray
pulsar at the center of a SNR, quiet in other wavelengths to the measurement of the gamma
radiation from a micro quasar. It has also measured the most violent gamma- ray bust ever
seen emitting the energy equivalent to 5 solar masses in 60 seconds. In November 2010, the
collaboration announced the detection of two gamma-ray and x-ray bubbles around the Milky
Way. The bubbles, named Fermi Bubbles, extend about 10 kpc above and below the center
of the Galaxy. There are many results from the Fermi-LAT which have implications for DM
indirect detection. In the following, we will in particular focus on the GeV excess. In fact, the
collaboration found that the Galactic Center produces more high-energy gamma rays than can
be explained by known astrophysical sources. This is known as the Galactic Center excess and
could be due to DM. We will investigate this interpretation in chapter 5.
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2.7 What about DM?

On top of the known astrophysical sources, DM pair annihilations or decay can also be a primary
source of CR and can thus be added in the source term S of equation 2.66 for different types of
CR species. In fact, these CR will also propagate through the diffusion halo and the heliosphere
before being measured at Earth, by ground- or space-based experiments. In pursuing the goal
of identifying DM or better constraining it, searching for a contribution from DM annihilation
and decay is a powerful approach, complementary to direct detection experiments and collider
searches.

The ultimate proof for existence of DM would be a signal in different CR species. It is thus
important to be able to perform multi-messenger analyses in a coherent framework and there-
fore to develop a set of coherent, model independent tools. A step in this direction is presented
in the following chapters. The Poor Particle Physicist Cookbook for Dark Matter
Indirect Detection (PPPC4DMID) provides tools in form of mathematica interpolation func-
tions that can be easily used by the community in order to search for DM in CR. More precisely,
on the PPPC4DMID website, propagated CR fluxes at Earth and intermediate functions, such as
energy loss and halo functions (described in chapter 4), for different astrophysical configurations
can be downloaded.

The purpose of this thesis work is twofold: develop and improve the tools in the PPPC4DMID

and use them in order to search for a DM contribution in CR data. We will begin with antipro-
tons, which are very sensitive to DM. Their astrophysical background is due to the spallation
of proton and helium CR on the ISM. The spectra of these species are measured by CR experi-
ments and can be easily incorporated into the propagation equation. We will analyze PAMELA
data as well as study the sensitivity of the AMS-02 experiment, using the antiproton fluxes
from the original PPPC4DMID [9]. Then, we will improve these fluxes by implementing energy
losses and diffusive reaccelerating in the propagation equation and reevaluate the constraints on
DM using the same PAMELA data and the forecast for AMS-02. Finally, with the recently
presented AMS-02 antiproton over proton ratio, we tackle the question of a DM signal and
derive bounds on the annihilation cross-section and the decay rate of DM.
Then we move on to electrons and positrons from DM annihilation and decay and their sec-
ondary radiation due to the e± energy losses. We improve the energy loss function of e± by
adding ionization and bremsstrahlung losses to the existing functions in the PPPC4DMID. We then
evaluate the halo functions for secondary emissions, such as inverse compton, bremsstrahlung
and synchrotron. These functions can then be used in order to evaluate the DM contribution
at different wavelengths.
Finally, we will address the GC excess, where both antiprotons and secondary emissions from
e± are used in a coherent framework: the GC excess has been measured in γ-rays by the Fermi
satellite and interpreted as a DM annihilation signal. Secondary emissions have to be included
in order to determine the correct annihilation channel, mass and cross-section. In addition,
antiprotons can set contains on the hadronic channels in different propagation models.
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Chapter 3

DM indirect detection with antiprotons

3.1 Introduction

Since the initial proposal to use antiprotons as probe for DM [197], many studies have stressed
the importance of this channel, including several recent ones [198]- [202]. This is both for
intrinsic and contingent reasons. An intrinsic reason is that the production of antiprotons is
rather universal in DM models: as long as DM particles annihilate or decay into quarks or
gauge bosons p̄ copiously emerge from the hadronization process. Also annihilation or decay
into leptons produces antiprotons, thanks to ElectroWeak corrections, the emission of EW
gauge bosons from the final state particles, such as the one shown on figure 3.1.

Figure 3.1: Example of a diagram leading to ElectroWeak corrections in the antiproton flux
from DM annihilation (or decay). The emitted W -boson decays into quarks which will then contribute
to the total antiproton flux, after hadronization.

Other reasons are that the determination of the astrophysical background is relatively under
control (at least if compared to other channels) and that the Galactic propagation of antiprotons
can be better modeled than the one of other charged particles. A contingent reason, on the
other hand, is that in other channels (most notably positrons and gamma rays) sizable excesses
have shown up, which cannot be easily attributed neither to DM nor to known astrophysical
processes. Until their origin is clarified, they greatly limit the robustness of DM analyses based
on these channels. Finally, another motivation stems from the great precision of the p̄ data
already available from the PAMELA satellite and the even better precision from AMS-02.
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3.2 Injection spectrum

We consider several different annihilation or decay channels, in a model independent way.
Following [9], we consider a complete array of annihilation or decay channels, in a model
independent way. They consist in the following 2 × 23 cases:

annihilation DM DM
decay DM

}
→



e+
Le
−
L , e

+
Re
−
R, µ

+
Lµ
−
L , µ

+
Rµ
−
R, τ

+
L τ
−
L , τ

+
R τ
−
R ,

qq̄, cc̄, bb̄, tt̄, γγ, gg,

W+
LW

−
L , W

+
T W

−
T , ZLZL, ZTZT ,

hh,

νeν̄e, νµν̄µ, ντ ν̄τ ,

V V → 4e, V V → 4µ, V V → 4τ.

(3.1)

Here the subscripts L,R denote the Left-handed and Right-handed polarizations for the leptons
and L,T the Longitudinal or T ransverse ones for the gauge boson: since EW corrections act
differently on the different polarizations, it is important to keep them separate. In the end, the
full antiproton spectrum is obtained by adding the contributions coherently: for each lepton
species φl = 1/2(φlL +φlR) and for gauge bosons φGB = 1/3φGBL +2/3φGBT . q = u, d, s denotes
a light quark and h is the SM Higgs boson, with its mass fixed at 125 GeV. The last three
channels denote models in which the annihilation or decay first happens into some new (light)
boson V which then decays into a pair of leptons. As for the DM mass, we consider the range
mDM = 5 GeV→ 100 TeV (annihilation) or mDM = 10 GeV→ 200 TeV (decay).

In practice the spectral shape of the resulting p̄ fluxes from all these channels are not very
different, due to the qualitative fact that p̄ are the final product of a complex hadronization
process which ‘washes out’ possible distinguishing features, as shown in figure 3.2. Moreover,
some of the channels yield p̄ spectra which are practically indistinguishable, both in terms of
shape and normalization. This is the case for bb̄ and tt̄ (of course for the range of DM masses
in which both are kinematically allowed), for W+W− and ZZ as well as for µ+µ− and τ+τ−).
Therefore, for all practical purposes, only four of the channels lead to actually different results
(bb̄,W+W−, µ+µ− and γγ) and thus we will mainly focus on these in the following. Along
these same lines of argument, the results for other channels that we do not consider can be
safely deduced from channels with similar spectra: for instance, the hh channel is equivalent
to the bb̄ one, the e+e− is equivalent to the µ+µ− one etcetera. Alongside with the ‘traditional’
quark and weak gauge boson channels (collectively: ‘hadronic channels’), we consider leptonic
channels (µ+µ−, τ+τ−) and a direct γγ channel. Antiprotons are produced in these channels
because we take into account electromagnetic and electroweak corrections. Not surprisingly,
the yield of p̄ from these processes is suppressed and therefore the resulting constraints will
probably be much weaker than for hadronic channels. Nevertheless, we include these channels
for completeness and for the interest that they have carried in recent years for the interpretation
in terms of DM of the PAMELA and Fermi e± anomalies and of the 135 GeV line in Fermi
data.
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Figure 3.2: Primary antiproton fluxes from DM annihilation for different channels and DM masses
[9]. Spectra from DM decay can be simply obtained by rescaling the DM mass from the annihilation
spectra mDM → mDM/2.

3.3 First analysis of PAMELA data- Original PPPC4DMID

First, we will use a simplified version of the propagation equation and model the astrophysical
background as a power law above kinetic energies of K > 10 GeV, in order to avoid solar
modulation effects1. In fact, in the analysis of PAMELA we will focus only on these data
points. Later, we will include the entire energy spectrum in a more rigorous analysis.

3.3.1 Primaries

Primary antiprotons correspond to the p̄ flux produced by DM annihilations or decays in the
galactic halo. For the transport equation 2.66, they constitute a source term S which reads

Sprim
p̄ =

1

2

(
ρ

MDM

)2

f ann
inj , f ann

inj =
∑
f

〈σv〉f
dN f

p̄

dK
(annihilation), (3.2)

1In section 2.5, we saw that solar modulation can affect antiproton energies up to ∼ 20 GeV, thus in the
range of 10− 20 GeV, there might be a small impact that we are not modeling. However these small effects can
be absorbed into the parameters of the power law background.
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Sprim
p̄ =

(
ρ

MDM

)
fdec

inj , fdec
inj =

∑
f

Γf
dN f

p̄

dK
(decay). (3.3)

The above formulæ show the factorization of the source term in a portion that depends essen-
tially on astrophysics (the DM density distribution ρ) and in a portion (f

ann/dec
inj ) that depends

on the particle physics model. Here dNp̄/dK are the antiproton spectra per single annihilation
or decay event and f runs over all the channels with p̄ in the final state, with the respective
thermal averaged cross-sections σv or decay rate Γ.

The source of antiprotons from DM annihilations or decay depend on the distribution of
DM in the galactic halo. We consider the various DM halo profiles, presented in section 1.1.3.
After their production, the antiprotons are subject to propagation in the galactic environment,
described by the transport equation in section 2.4.4. In a first time, we will consider a simplified
version of the equation, neglecting energy losses and momentum diffusion (second-order Fermi
acceleration). In fact, these effects are minimal for antiprotons and nuclei in general at kinetic
energies above 10 GeV. Thus, the master equation for the energy and space distribution function
f = dn/dK for antiproton CR becomes

∂f

∂t
−Dxx(K)·∇2f +

∂

∂z
{sign(z) f Vconv} = S, (3.4)

where the spatial diffusion coefficient is Dxx(K) = D0β (p/p0)δ and with p =
√
K2 + 2mpK the

antiproton momentum. The propagation parameters used in this equation are listed in table
2.1. The propagated fluxes are shown on figure 3.3. As mentioned before, propagation models
are named after their (antiproton) fluxes from DM annihilation or decay potentially recovered
as earth: the set denoted by ‘MIN’ (‘MAX’) corresponds to a minimal (maximal) final yield of
p̄ and therefore they bracket the uncertainty. The halo model also adds an uncertainty on the
antiproton spectrum from DM, especially for annihilations, as the DM distribution is squared
in the primary source term.

3.3.2 Astrophysical sources: secondaries

Secondary antiprotons, produced by standard CR processes (essentially the spallation of pri-
mary protons on the ISM, as described in section 2.2.2), represent the astrophysical background
fro DM searches. In a first approach, we do not calculate such background ourselves, but use
instead the determination obtained by [171]. There, the two extreme cases are the Kolmogorov
(KOL) and Kraichanian (KRA) models: we choose a spectrum which goes roughly through
the middle of these (for illustration, it is the one plotted in figure 3.4) and will be refer to
as the ‘fixed background’. To model the uncertainty of such background function: we let the
amplitude vary by 10% and the spectral index by ±0.05. This envelops fairly generously the
different models and the astrophysical uncertainties. Technically, we just multiply the fixed
background by AKp (where K is the antiproton kinetic energy), and allow A ∈ [0.9, 1.1] and
p ∈ [−0.05, 0.05]. In the following, we will marginalize with respect to the A and p parameters,
i.e. we will identify the values that give the best fit for a given assumed signal and a given set
of data. We refer to this procedure as ‘varying background’. In absence of a signal, the best fit
background with respect to the PAMELA data is obtained with an amplitude of A0 = 1.08
and a slope p0 = −0.05: it gives a χ2

0(A0, p0) = 4.62 for 8 data points (we always restrict to
kinetic energies K > 10 GeV).
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Figure 3.3: Astrophysical uncertainty on the antiproton flux due propagation and halo profile
for annihilation into bb̄ and decay into W+W− [9].

In previous analyses (e.g. [203]), the background used was the one in [204] with wider
intervals for the variating amplitude (40%) and slope (±0.10). The obtained uncertainty band
was thus broader and these choices would allow to fit the PAMELA data slightly better.
However, we decide to make use of the function deduced from [171] since this analysis takes
recent CR and especially proton spectra into account and the uncertainties are clearly smaller.
It is of course possible to get the same larger bandwidth from the new background by increasing
the amplitude and the slope. A power law (above 10 GeV) is expected to follow from most
astrophysical processes, it may not always be strictly the case. In fact, some astrophysical
sources, such as supernova remnants [205] or plasma phenomena [206], could induce a different
spectrum. However, such deviations from an effective power law are typically expected at
energies higher than those of our interest [207]. We will add certain effects in section 3.4 and
reevaluate the constraints, as well as the AMS-02 sensitivity.

3.3.3 Antiproton constraints from PAMELA (K > 10 GeV)

The data provided by the PAMELA satellite [114] and reproduced in figure 3.4, extend from
kinetic energies of less than 1 GeV to about 180 GeV (although we use only the portion above
10 GeV to avoid the effects of solar modulation).
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Figure 3.4: Examples of antiproton fluxes and data. Left Panel: astrophysical p̄ background,
superimposed to the current data from PAMELA and to one of our realizations of mock data from
the AMS-02 experiment. Right Panel: the same but including a contribution from DM annihilation
giving rise to an excess on top of the background which could be detected by AMS-02. The example
chosen is DM annihilating into bb̄ with mDM = 1 TeV and 〈σv〉 = 5×10−25 cm3s−1 for an Einasto halo
profile and MED propagation parameters. The mock data does not take into account the fact that
during the AMS-02 data taking period solar conditions are different than the ones for the PAMELA
data dating period

The total antiproton flux is given by the sum of the DM and the astrophysical contributions,

φtot(mDM, 〈σv〉;A, p) = φDM(mDM, 〈σv〉) + φbkg(A, p). (3.5)

For fixed values of the DM particle mass mDM and the thermally averaged annihilation cross-
section 〈σv〉, the astrophysical background is optimized within the uncertainty bandwidth in
order to minimize the χ2 of the total flux with respect to the data. During this procedure, the
optimal values of the amplitude Aopt ∈ [0.9, 1.1] and the slope popt ∈ [−0.05, 0.05] are deter-
mined. Then, to find the exclusion contour in the (mDM, 〈σv〉)-plane, the required condition is

∆χ2(mDM, 〈σv〉) = χ2(mDM, 〈σv〉;Aopt, popt)− χ2
0(A0, p0) < 4. (3.6)

We show the resulting contours in figures 3.19 (for annihilating DM) and 3.6 (for decaying
DM). In the left panels we have fixed the astrophysical parameters to a fiducial choice: the halo
model is chosen to be Einasto and the propagation parameters to be MED. The constraints
on 〈σv〉 reach the level of ∼ 10−25 cm3/sec for the quark or gauge boson channels, at a DM
mass of about 100 GeV. For decaying DM, the constraints on the lifetime τ reach ∼ few × 1027

sec. The bounds for the exotic channels (γγ and leptons) are much less stringent, as expected.
The constraint from the leptonic channels is lifted below mDM ' 300 GeV, consistently with
the fact that EW corrections are effective only for large mDM [208]. The γγ constraint exhibits
two regimes: at mDM . 300 GeV some p̄ are produced by γ showering; at mDM & 300 GeV
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Figure 3.5: Annihilating DM: current constraints. Left Panel: current constraints from
the antiproton measurements by PAMELA, for different annihilation channels. The areas above
the curves are excluded. The dashed lines reproduce the γ-ray constraints from [209], for the same
channels. The symbols individuates the parameters used for the analyses in section 3.3.4 while the
horizontal band signals the thermal relic cross-section. Right Panel: illustration of the impact of
astrophysical uncertainties: the constraint for the bb̄ channel spans the shaded band when varying the
propagation parameters (dashed lines) or the halo profiles (solid lines).

EW corrections set in and increase the p̄ yield, resulting in a constraint that follows the shape
of the leptonic one.

These results show that, for the hadronic channels, the constraints inferred from the data
of PAMELA are already competitive with (or even slightly better than) the bounds from
Fermi γ-rays (reported as dashed lines in figures 3.19 and 3.6, respectively from [209] (See
also [210] and [211]), for both annihilating and decaying DM. This is a non-trivial conclusion,
especially considering that the prospects of improvement in γ-rays are arguably less promising
than in antiprotons (the Fermi satellite will at most double the statistics in the final years of
its lifetime, while for antiprotons AMS-02 can in principle accumulate high precision data for
several years to come).

On the other hand, the astrophysical uncertainties for antiprotons are non-negligible: the
choice of propagation parameters and halo profile can change the constraints by one or two
orders of magnitude, as illustrated in the right panels of figures 3.19 and 3.6. The impact
of changing the propagation parameters from MIN to MAX is particularly important as it
accounts by itself for more than a one order of magnitude shift in the bounds. At this point,
we should remember that the propagation model MIN has already been disfavored due to its
small thickness of the diffusion cylinder. As expected, the impact of changing the halo profile
is more important for the annihilation case than for the decay one.
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Figure 3.6: Decaying DM: current constraints. Left Panel: current constraints from the
antiproton measurements by PAMELA, for different decay channels. The areas below the curves are
excluded. The dashed lines reproduce the γ-ray constraints from [211]. Right Panel: illustration of
the impact of astrophysical uncertainties: the constraint for the bb̄ channel spans the shaded band
when varying the propagation parameters (dashed lines) or the halo profiles (solid lines).

3.3.4 Projected sensitivity of AMS-02

In order to study the reach of the upcoming early AMS-02 antiproton results on DM, we need
to produce mock AMS-02 data and their associated error bars, which we do by implementing
the following procedure. We adopt a linear approximation of the rigidity resolution of AMS-02
as given in [212]

r(K) =
∆K

K
= 0.0042×K + 0.1, (3.7)

where K is the kinetic energy of the incoming antiproton. This allows us to determine a realistic
p̄ energy binning. We assume that the p̄ flux will be measured up to 300 GeV (we will use only
the portion above 10 GeV, as already discussed, for a total of 27 simulated data points), thus
extending the range of PAMELA to higher energies. Next, we need to estimate the errors on
the measurement of the antiproton flux. The number of collected and reconstructed antiprotons
in AMS-02 in a given bin i centered around a kinetic energy Ki will be given by

Ni = ε a(Ki)φ(Ki) ∆Ki ∆t, (3.8)

where ε is the efficiency, a the geometrical acceptance of the apparatus (which is in general a
function of the energy), φ the antiproton flux, ∆K the width of the kinetic energy bin and ∆t
the exposure time. Assuming a Poisson distribution (∆N =

√
N), the statistical error on the

antiproton flux in bin i is therefore

∆φi |stat =

√
φ(Ki)

ε a(Ki) ∆Ki ∆t
. (3.9)
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Figure 3.7: Modelisation of the acceptance of the AMS-02 detector for the realistic case
(blue) [215] and the optimistic constant function (red).

We assume systematic errors of 5% based on the analysis in [213] and we sum them in quadrature
with the statistical ones. The p̄ efficiencies of the different subdetectors of AMS-02 are expected
to be close to 1 (or in any case well above 0.9) for the whole range of energies of our interest [214].
Therefore we set the overall efficiency ε = 1. The modelisation of the acceptance of the
experiment is the most critical point and the one which is least accessible from outside the
collaboration. We will therefore consider two options, as shown in figure 3.7:

1. ∆t = 1 year and an acceptance a = 0.147 m2 sr for 1 GeV < K < 11 GeV, but an energy
dependent one (contained roughly in the interval a ∼ 0.02 ÷ 0.04 m2 sr) for energies
K > 11 GeV, by interpolating the points in fig. 8 of [215];

2. ∆t = 3 years with a constant acceptance for all energies a = 0.1 m2 sr.

The second case is obviously much more optimistic, as it gives rise to a much larger accumulated
statistics. The first case might be more realistic though: in AMS-02, the identification of
antiprotons at high energy will likely have to rely on the use of the calorimeter, thus reducing
the pure geometrical acceptance of the experiment. We can expect the real data to lie in
between these two scenarios. The resulting set of mock data (for option 1, for definiteness) is
reproduced in figure 3.4, both for a scenario with no excess (left) and for a scenario where an
excess over background is detected (right).

Foreseen constraints

First, we consider a scenario in which the measurements of AMS-02 do not show an antiproton
excess and the data points follow the background, as represented on figure 3.4 on the left. We
generate the mock data using the ‘fixed background’ spectrum function. We then compute the
constraints for annihilation and decay of DM with the same method discussed in section 3.3.3
(therefore, in particular, implementing the ‘varying background’ procedure). We believe this
‘workflow’ to be realistically similar to an actual data analysis. The results are presented in
figure 3.8.
It is apparent that, with AMS-02, the constraints can be improved by about an order of mag-
nitude or slightly less with respect to PAMELA. For the bb̄ channel (and for the tt̄ one, when
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Figure 3.8: Annihilating and decaying DM: future sensitivities. Left panel: the sensitivity of
early AMS-02 antiproton measurements for different channels. The solid lines assume 1 year of data
taking and a realistic acceptance, the dotted lines assume 3 years of data taking and an optimized
acceptance. The rest of the notations are like in figure 3.19. Right panel: the same for the case of
decaying DM.

kinematically open) the bounds will reach the thermal value of the annihilation cross-section
(2.7× 10−26 cm3/sec) in the range of masses 30 − 200 GeV. The more optimistic choice for the
acceptance and the operating time (option 2 in 3.3.4) improves the projected reach by at most
another half an order of magnitude or so, except at low masses (i.e. low energies) where the
systematic errors dominate.
We only show the curves corresponding to the ‘Einasto, MED’ choice of astrophysical param-
eters: other choices would modify the bounds in the same way we discussed in section 3.3.3.
However, we also mention that a significant collateral improvement expected from AMS-02
will be to reduce the astrophysical uncertainties: using low energy spectra and the B/C ratio,
as described above [167, 168], the propagation of CR should be better pinned down and the
error band reduced. In [171] a similar analysis has been performed, for annihilating DM. Our
results in figure 3.8 (left) compare almost directly with their figure 17, albeit on a reduced
range of masses and for the specific models that they consider. The constraints that we find
are less stringent than theirs by about one order of magnitude. We attribute this to the fact
that they assume a larger acceptance and, possibly, to their use of a larger range of energies.

Reconstruction capabilities

We now consider a scenario in which an identifiable excess is detected by AMS-02 in the an-
tiproton flux and it is attributed to DM, and we study how well it will be possible to reconstruct
the underlying DM properties. We focus only on annihilating DM, for definiteness. We need
to assume values of the DM mass and annihilation cross-section which are still allowed by the
PAMELA data, but which would be probed by AMS-02. We therefore select three benchmark
models:
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N mDM = 85 GeV 〈σv〉 = 2.7× 10−26 cm3 s−1,

F mDM = 300 GeV 〈σv〉 = 1.5× 10−25 cm3 s−1,

� mDM = 1 TeV 〈σv〉 = 5× 10−25 cm3 s−1,

which are denoted by the corresponding symbols in figures 3.19, 3.8 and 3.9. Each of these
models represents a different region of interest in the (mDM,〈σv〉)-plane:

N The cross-section corresponds to the thermal annihilation cross-section, favored by cos-
mological observations. Because of the relatively small mass, the DM signal affects mainly
energies below 10 GeV (which are not considered in this analysis).

F The p̄ signal sits squarely in the energy range probed by AMS-02 . For the given mass,
the cross-section is chosen at the limit of the exclusion contour of PAMELA. The analysis
of this model should be the most straightforward.

� The DM signal starts to have an important contribution for energies around 100 GeV,
where larger uncertainties are present. The lack of data for high energies should pose
problem for the reconstruction of this model.

We assume an Einasto halo profile and we fix MED propagation parameters. We sum the p̄ flux
resulting from these DM models to the ‘fixed background’ and we generate the corresponding
mock data, plotted in figure 3.4, right. We thus determine a posteriori the regions of the
parameter space which would be identified, at a given C.L., by a blind analysis of such data.

Mass and cross-section for bb̄ channel

First we assume that the annihilation channel is fixed and known: χχ̄→ bb̄ with 100% Branch-
ing Ratio (BR). In the left panels of Fig. 3.9 we show the regions identified at 90% and 99%
C.L. (corresponding to ∆χ2 = 4.61, 9.21 for 2 d.o.f.), with the ellipse corresponding to the ‘fixed
background’ hypothesis and the extended shaded areas corresponding to the implementation
of the ‘variating background’ procedure.

F We focus first on the results for this model. We see that mDM is determined fairly well,
within 50% of the true value or so. For a fixed cross-section, values of the mass which
are smaller than the true value are more quickly disfavored than values which are larger
than the true one. This is consistent with expectations since, for small masses, the signal
will have its maximum at small energies, which are measured more precisely.
We also notice that the ellipse corresponding to the ‘fixed background’ analysis displays
the degeneracy between m−2

DM and 〈σv〉, since the product of these two quantities appears
in the determination of the DM flux. On the other hand, the ‘variating background’
analysis destroys this simple analytical dependence.

N Here, we display only the 90% C.L. contours: the 99% ones would artificially extend to
very low DM masses, as a consequence of the 10 GeV cut imposed by solar modulation.
From the point of view of the χ2, the points in the 99% contour would favor a pure
background. The shape is unusual probably because of the cut at 10 GeV.
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Figure 3.9: Reconstruction capabilities of DM properties by AMS-02. Left Panels: Re-
construction of the mass and the cross-section assuming an annihilation into bb̄. The true point is
indicated by a symbol; the contours delimit the regions that AMS-02 would identify, at the indi-
cated C.L. and given the indicated assumptions on the background. Middle Panel: Reconstruction of
the mass and the cross-section without knowing a priori the annihilation channel. The true point is
indicated by the symbol; the other points and the contours indicate the best fits and the 90% C.L.
regions that AMS-02 would identify for other annihilation channels. Right Panels: Reconstruction of
the mass and the branching ratio for a fixed cross-section and annihilation into bb̄ and W+W−. The
symbols represent the model used to produce the mock data.
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Fixed annihilation channel mass mDM cross-section 〈σv〉 ∆χ2 with respect
(true signal: 100% bb̄) [GeV] [cm3s−1] to a pure background

χχ→ bb̄ 84.9 2.7 · 10−26 -10.5
χχ→W+W− 84.8 6.6 · 10−26 -10.3
χχ→ γγ 57.4 1.0 · 10−24 -5.7

Fixed cross-section 〈σv〉 [cm3s−1] mass mDM relative ∆χ2 with respect
(true signal: 70% bb̄ + 30%W+W−) [GeV] branching ratio to a pure background

2.7× 10−26 84.9 0.7 −5.4

Table 3.1: Best fit reconstructions of a signal from a 85 GeV DM candidate with 〈σv〉 = 2.7 ×
10−26 cm3 s−1 (model N). See text for details.

Fixed annihilation channel mass mDM cross-section 〈σv〉 ∆χ2 with respect
(true signal: 100% bb̄) [GeV] [cm3s−1] to a pure background

χχ→ bb̄ 300 1.5 · 10−25 -21.0
χχ→W+W− 240 1.9 · 10−25 -19.7
χχ→ γγ 169 4.8 · 10−24 -9.8
χχ→ µ+µ− 447 7.6 · 10−23 -19.2

Fixed cross-section 〈σv〉 [cm3s−1] mass mDM relative ∆χ2 with respect
(true signal: 40% bb̄ + 60%W+W−) [GeV] branching ratio to a pure background

1.5× 10−25 300 0.4 −13.0

Table 3.2: Best fit reconstructions of a signal from a 300 GeV DM candidate with 〈σv〉 = 1.5 ×
10−25 cm3 s−1 (model F). See text for details.

Fixed annihilation channel mass mDM cross-section 〈σv〉 ∆χ2 with respect
(true signal: 100% bb̄) [GeV] [cm3s−1] to a pure background

χχ→ bb̄ 999 5 · 10−25 -15.7
χχ→W+W− 886 5.8 · 10−24 -15.1
χχ→ γγ 765 2.5 · 10−22 -14.5
χχ→ µ+µ− 1711 1.1 · 10−22 -14.8

Fixed cross-section 〈σv〉 [cm3s−1] mass mDM relative ∆χ2 with respect
(true signal: 60% bb̄ + 40%W+W−) [GeV] branching ratio to a pure background

5× 10−25 999 0.6 −15.3

Table 3.3: Best fit reconstructions of a signal from a 1 TeV DM candidate with 〈σv〉 = 5 ×
10−25 cm3 s−1 (model �). See text for details.
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� The 99% C.L. region extends to very large masses as the signal moves into the region in
which the measurements are least precise. In addition, as the signal affects large kinetic
energies, any contribution with a mass > 1 TeV can fit the the data at 99% C.L. provided
the cross-section is large enough.

In all cases, the annihilating cross-section is determined within an order of magnitude at best.

Mass and the cross-section for different annihilation channels

Next, we use still a single annihilation channel (χχ̄ → bb̄ with 100% BR) to produce the
mock data and we investigate how the same signal could be interpreted in terms of a different
channel. The results are shown in the central panels of figure 3.9, where the contours enclose
the 90% C.L. regions for the indicated channels. Not surprisingly, interpreting the data in
terms of annihilation into the W+W− channel identifies a region which is very similar (a part
for the kinematical cut in the N case) to the one corresponding to the ‘true’ bb̄ annihilation,
since the p̄ spectra and the yields of the two channels are very similar. On the other hand,
interpreting the data in terms of annihilation into γγ (µ+µ−) would result in reconstructing a
DM mass smaller (larger) than the true one and a cross-section much larger than the true one.
In tables 3.2 and 3.3 (upper parts) we report the best fit values of DM mass and annihilation
cross-section (identified by a colored point in figure 3.9) for each channel. We also report, in the
last column of the tables, the ∆χ2 of each one of these points with respect to a pure background
hypothesis. 2 We see that, while the bb̄ channel does still obtain the overall best fit, all the other
channels also fit the data similarly well, so that it is not practically possible to reconstruct the
‘true’ configuration. In addition, we remind that a channel like tt̄ (when kinematically open)
is practically indistinguishable from bb̄ and therefore constitutes an additional degeneracy.

The ∆χ2 numbers allow to draw another conclusion: all channels for the F and � models
(with the possible exception of the borderline case of the γγ channel in the N model) improve
sufficiently the χ2 that an excess can quite clearly be identified. This might be surprising if,
for instance, judging by eye from the right panel of fig. 3.4. However, as long as a power-law
assumption (with the assumed uncertainty band) for the background is justified, this statistical
conclusion is sound. If one allows for the possibility that the background shows features mim-
icking the hump produced by DM (or that it might consist of a superposition of power-laws,
or that the uncertainty band in much larger...), then of course these conclusions evaporate, as
warned in section 3.3.2. On the other hand, for the N model the improvement of χ2 over the
pure background becomes quite thin: an actual reconstruction will be very challenging.

Branching Ratio

Finally, we produce mock data with a mixed annihilation into bb̄ and into W+W− and we
investigate whether it is possible to reconstruct the Branching Ratio. The results in the right
panels of figure 3.9 show that it is not possible. While the determined best fit falls on top or
very close to the true value (see the last lines of the tables 3.1, 3.2, 3.3), the 90% and 99% C.L.
regions span the entire range of BR. This is due to the similarity of the bb̄ and W+W− spectra

2More precisely, what we do is the following. We generate the mock data using a ‘fixed background + signal’
flux. We then try and interpret them in terms of a ‘variating background’ with free A and p: the best of such
variating backgrounds has a χ2 of χ2

0. We then add back the signal, assuming different annihilation channels,
and we see how much the χ2 improves with respect to χ2

0. These improvements are the numbers we quote in
the last column of the tables.
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and it reinforces the conclusions of the analyses above. In particular, these conclusions highlight
that it will be important to carry on a multi-messenger analysis (i.e. including signals in γ rays,
neutrinos etc) in order to break the degeneracies and obtain a convincing reconstruction.

Exploring the potential of the PAMELA and AMS-02 measurements of the flux of CR
antiprotons to constrain DM, we have analyzed, in a model independent way, several annihi-
lation and decay channels, a large range of masses and assessed the impact of astrophysical
uncertainties. Our main results can be schematized as follows.

• The current p̄ constraints using PAMELA measurements are very strong both for anni-
hilating (see figure 3.19 left) and decaying (see figure 3.6 left) DM, for the hadronic chan-
nels. Adopting fiducial choices for the halo profile and propagation parameters (‘Einasto,
MED’), they are as strong as (or even slightly stronger than) the most stringent gamma
ray constraints from the Fermi satellite.

• The astrophysical uncertainty band associated to different choices for the halo profile and
the propagation parameters, however, spans between one and two orders of magnitude
(see figure 3.19 right and figure 3.6 right).

• The upcoming AMS-02 measurements (assuming 1 year of accumulated data and a real-
istic acceptance for the experiment) have the power to improve the constraints, assuming
that no signal is seen, by slightly less than one order of magnitude (see fig. 3.8). In
particular, AMS-02 will probe the thermal value of the annihilation cross-section in the
range mDM ' 30− 200 GeV for the bb̄ (or tt̄) channel.

• If a convincing excess is measured by AMS-02 and it is attributed to annihilating DM,
the data will allow to somewhat constrain the underlying DM properties, but a full
reconstruction will be quite challenging (see figure 3.9). The main reason is that the
p̄ spectra from different channels are quite similar one to another (as a result of the
hadronization process smoothing out differences) and not very different from the shape
of the pure background, so that degeneracies are impossible to break.

– Restricting to the ‘traditional’ hadronic annihilation channels (bb̄, tt̄, W+W−, ZZ),
in the most favorable case in which mDM ∼ few hundreds GeV (and therefore the
signal falls in the energy range best measured by AMS-02) it will be possible to
reconstruct the DM mass within 50%. For smaller values of mDM (below ∼ 100 GeV)
or larger ones (above ∼ 1 TeV) the reconstruction capability worsens somewhat.

– Still restricting to the hadronic channels, the determination of the annihilation cross-
section will be possible within an order of magnitude independently of the mass
range.

– If other annihilation channels are allowed, the data will not allow to discriminate
among them and the determination of the annihilation cross-section becomes impos-
sible.

– If several of the hadronic channels are open at the same time, it will not be possible
to determine the relative branching ratios.

In summary, we find that antiprotons are a very relevant tool to constrain DM annihilation and
decay, on a par with gamma rays for the hadronic channels. PAMELA data and AMS-02 data
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allow to probe large regions of the parameter space. On the other hand, using p̄ to reconstruct
the DM properties in case of positive detection will be very challenging, except for favorable
scenarios.

3.4 Including Energy Losses and Diffusive Reaccelera-

tion (ELDR) - Improved PPPC4DMID

In the previous analysis, we showed the potential of antiprotons as DM indirect detection
messenger. It is clearly timely to refine previous predictions of antiproton production from
astrophysics and from DM, in order to obtain fluxes as accurate as possible to be compared with
the precise data. This is what we aim to do in this section. In particular, we upgrade previous
computations by incorporating energy losses and diffusive reacceleration (second-order Fermi
acceleration) and use the full spectrum. We anticipate that these effects have a sizable impact
on the low energy portion of the spectrum. Hence, they cannot be neglected anymore if one aims
at precision predictions, especially at low energies. One should nevertheless keep in mind that
other sources of uncertainties could also possibly play a role, yet to be determined, such as the
nuclear antiproton production cross-sections or the way CR propagation is modeled. We provide
numerical results in the form of fit functions for the astrophysical fluxes (see section 3.4.1) and
in the form of a new release of the PPPC4DMID for what concerns the DM fluxes.

3.4.1 Antiproton propagation in the Galaxy

We address the main points concerning how to treat the full propagation of antiprotons, in-
cluding all the effects that we neglected previously. In particular, we focus on the process of
energy losses (in particular tertiary production) and diffusive reacceleration, as well as solar
modulation in the force-field approximation.

Full transport equation in the Galaxy

Starting from 2.66, we consider the effects of energy losses and diffusive reacceleration, we obtain
the complete master equation for the energy and space distribution function f = dn/dK for
antiprotons:

∂f

∂t
−Dxx(K)·∇2f +

∂

∂z
{sign(z) f Vconv}+

∂

∂E

{
b(K,~x)f −KEE(K)

∂f

∂E

}
= S. (3.10)

The diffusion term is modeled as previously: Dxx(K) = K0 β (p/GeV)δ. However, the fourth
term (inside the energy derivative) accounts for energy losses, which are in general energy and
space dependent. The thin disk approximation leads to write b(K,~x) as 2hδ(z) b(K), where
h = 100 pc is the half-height of the disk. We will now fully include them in our detailed
analyses. The last term of the l.h.s. represents diffusive reacceleration or second-oder Fermi
acceleration.

On the right hand side, the equation features the source term S, which can contain different
contributions. The spallation of high-energy CR on the interstellar gas produces antiprotons
(the secondaries) which are the source of the astrophysical background. The annihilations or
decays of DM produce primary antiprotons, as described in section 3.3.1. S contains also a
sink term, due to the annihilations of the antiprotons on the interstellar gas. Such a term reads
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−2hδ(z) Γann where the δ function effectively localizes the interactions only in the disk where the
ISM sits. The annihilation rate Γann is equal to (nH +42/3nHe)σ

ann
p̄p vp̄, where nH = 0.9 cm−3 and

nHe = 0.1 cm−3 stand for the ISM hydrogen and helium densities, while vp̄ denotes the velocity
of the incoming antiproton. The annihilation cross-section σann

p̄p is borrowed from [216, 217],

and we have multiplied it by a factor of 42/3 ∼ 2.5 to account for the different geometrical
cross-section on helium in an effective way. Notice that antiprotons also collide elastically on
interstellar H and He. Since they are preferentially scattered forward, this process has no effect
and does not contribute to the sink term in S. Last but not least, S contains a source term (or
rather ‘recycling’ term) corresponding to tertiary antiprotons, discussed in the next subsection
together with energy losses and diffusive reacceleration.

In order to solve the transport equation 3.10, we model the magnetic halo of the Milky Way
as described in section 2.4.4. The CR densities f ≡ dn/dK are assumed to be axi-symmetric.
They are expanded along the radial direction as a series of Bessel functions of zeroth-order

f(r, z, E) =
+∞∑
i=1

Fi(z, E) J0 (αi r/R) . (3.11)

Since αi is the ith zero of J0, the density vanishes at r = R. The Bessel transforms Fi(z, E)
also vanish at the vertical boundaries z = ±L of the diffusive halo. The transport equation
is solved for each Bessel order i and the antiproton flux at the Earth is derived as explained
in [218, 204].

The Energy Losses including tertiaries, and Diffusive Reacceleration (‘ELDR’)

Three processes of energy loss are encoded in the negative coefficient b. First, like any other
nuclear species, antiprotons undergo ionization losses in the interstellar neutral matter, whose
composition has been given above. Then, Coulomb energy losses take place on the fraction of
the ISM that is completely ionized. That mechanism is dominated by scatterings on thermal
electrons, for which we have used a density of 0.033 cm−3 and a temperature of 3 × 105 K.
These two effects are discussed in [219] and [163], where complete expressions may be found
for the energy loss rate b. Finally, convective processes also induce a loss of energy through the
conservation of the CR density in phase-space. This leads to an adiabatic energy loss in the
thin disk approximation

badia(K,~x) = −1

3

{
∇x · ~Vconv(~x)

} p2

E

ave

−−−−→ badia(K) = −Vconv

3h

p2

E
, (3.12)

as already mentioned in section 2.4.4.
As anticipated, the term ‘tertiary antiprotons’ identifies the particles emerging from inelastic

and non-annihilating interactions of primary or secondary antiprotons on the ISM. An antipro-
ton can collide on a proton at rest and transfer enough energy to excite it as a ∆ resonance.
The p̄ typically loses a fraction of its energy and is effectively reinjected in the flux with a
degraded momentum. This mechanism redistributes antiprotons towards lower energies, hence
flattening their spectrum as first remarked by [220]. The rate for the production of tertiary
antiprotons is given by

Ster
p̄ (~x,Ep̄) =

∫ +∞

Ep̄

dσp̄p→p̄X
dEp̄

(E ′p̄→Ep̄)nH(~x) v′p̄ f(~x,E ′p̄) dE
′
p̄ − σp̄p→p̄X(Ep̄)nH(~x) vp̄ f(~x,Ep̄).

(3.13)
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Figure 3.10: The timescale ratios τ loss/τdisk (solid) and τreac/τdisk (short dashed) are plotted as
a function of the antiproton kinetic energy K. The blue, red and green curves respectively stand for
the three canonical models MIN, MED and MAX of CR propagation as defined in table 2.1.

In this expression, the differential cross-section for inelastic and non-annihilating interactions
has been approximated by

dσp̄p→p̄X
dEp̄

(E ′p̄→Ep̄) =
σp̄p→p̄X(E ′p̄)

K ′p̄
. (3.14)

Following [220], we assume that an antiproton undergoing such a reaction has final kinetic
energy Kp̄ uniformly distributed between 0 and its initial value K ′p̄. The total inelastic and
non-annihilating cross-section σp̄p→p̄X has been borrowed from [217] where, above a kinetic
energy of 13.3 GeV, it is approximated by the inelastic proton-proton cross-section.

At high energy, the second term in relation 3.13 is dominant. The antiproton energy dis-
tribution is depleted for the benefit of the low-energy tail of the spectrum where the first term
contributes most. Notice also that the tertiary production rate is proportional to the hydrogen
density, which should be rescaled by a mere factor of(nH + 42/3nHe) to take also into account
the helium component of the ISM. Finally, a global factor of 2hδ(z) should be added in the
thin disk approximation.

The last term in the l.h.s. of the transport equation 3.10 accounts for diffusive reacceleration.
The second order Fermi acceleration boils down into a diffusion in energy space whose coefficient
may be expressed in equation 2.70. Other forms are possible as in equation 2.69 and are used
in other codes, like GalProp and DRAGON. We will nevertheless keep the relation in equation
2.70 for our study because it is this particular form that has been used in [161] to constrain the
CR propagation parameters from the B/C tracer, and to define in [165] the canonical models
MIN, MED and MAX.

As inelastic and non-annihilating interactions result into a discontinous variation of the
antiproton energy, they will be associated in this analysis to the continuous energy losses
described by the b(K) coefficient. The latter comes into play in the transport equation together
with diffusive reacceleration. These three processes will hence be switched on or off together,
and are hereafter denoted generically by the acronym ‘ELDR’. In order to get a flavor of the
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relative importance of the various mechanisms which come into play in CR transport, we should
compare their timescales. To this end, we define the three timescales τdisk, τloss and τreac. Space
diffusion and Galactic convection can be combined together in a one dimensional slab model
to yield the typical confinement timescale inside the disk

τdisk =
h

Vconv

[
1− exp

(
−VconvL

Dxx

)]
. (3.15)

At low energy, convection dominates and τdisk ' h/Vconv is constant. Above a few GeV, diffusion
takes over since Dxx is an increasing function of kinetic energy K, and the usual escape time
τdisk ' hL/Dxx of the Leaky Box model is recovered. The typical timescale for energy losses
is instead defined by τ loss = −K/b(K). Above a few GeV, ionization and Coulomb losses are
negligible with respect to adiabatic losses, and τ loss becomes equal to the constant 3h/Vconv.
Finally, the diffusive reacceleration timescale τreac is defined by the ratio K2/DEE(K). As soon
as β ' 1, this timescale increases with energy like 9Dxx/2v

2
a.

The ratios τ loss/τdisk (solid) and τreac/τdisk (short dashed) are displayed in figure 3.10 as
a function of antiproton kinetic energy K, for the three CR propagation canonical models
MIN, MED and MAX defined in table 2.1. Above 1 GeV, all ratios exceed unity, and τdisk is
the smallest timescale. Convection and space diffusion are the dominant processes, with the
latter taking over the former above a few GeV. That is why simple approaches like the Leaky
Box or infinite slab models reproduce well the B/C observations. For kinetic energies smaller
than 1 GeV, the short dashed curves are below the dotted horizontal line (with critical value
1) and diffusive reacceleration becomes the dominant mechanism. Although never dominant,
energy losses slightly deplete the high energy part of the antiproton spectrum and replenish its
low energy tail, flattening it. Possible bumps showing up in the injected spectra are partially
erased once energy losses come into play. As expected, we also find that inelastic but non-
annihilating interactions, which are responsible for the tertiary production of antiprotons, have
qualitatively the same effect, albeit with a somewhat lesser extent. Diffusive reacceleration
tends to smooth globally the antiproton spectrum. Although inducing qualitatively the same
effect at low energy as the two other mechanisms, that process tends on the contrary to slightly
replenish the high-energy part of the antiproton spectrum. As featured by the τreac/τdisk curves
of figure 3.10, diffusive reacceleration is more and more effective along the MIN–MED–MAX
sequence of CR transport models. Once all these mechanisms are combined, their global effect
depends on the relative importance of diffusive reacceleration with respect to energy losses. As
indicated in figure 3.10, the τreac/τ loss ratio significantly decreases from the MIN to the MAX
configurations. In the MIN and MED cases, the antiproton spectrum is slightly depleted at
high energies when the ‘ELDR’ effects are included, whereas the opposite effect is observed for
the MAX model where diffusive reacceleration counterbalances energy losses.

Solar modulation (‘SMod’) effects in a force-field approximation

In the final portion of their journey, antiprotons penetrate into the sphere of influence of the
Sun and are subject to the phenomenon of solar modulation (denoted with the abbreviation
‘SMod’ hereafter), described in section 2.5. We will use the force-field approximation defined
by equation 2.82 with Z = A = 1 for protons and antiprotons. The force-field or Fisk potential
φF parameterizes the effect of the solar modulation on CRs and with the notation φF , we will
always refer to the Fisk potential for antiprotons. For the analysis of the PAMELA data,
we choose a conservative interval 0.1 GV < φF < 1.1 GV (see table 2.3). However, for the
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AMS-02 data, we will want to be even more conservative and choose 0 GV < φF < 2 GV,
motivated by the different values of the tilt angle during the PAMELA and AMS-02 data
taking periods.

The antiproton astrophysical flux

We now briefly review the computation of the two main antiproton input components: the back-
ground, from astrophysics, and the primary signal, from DM annihilations or decays, including
the effects neglected in section 3.3.

The astrophysical antiproton background is produced by the collisions of high-energy CR
protons and helium nuclei on the ISM, which is assumed here to be mostly composed of hydrogen
and helium. In the case of the interactions between CR protons and hydrogen atoms, the source
term takes the following form

Ssec
p̄ (~x,Ep̄) =

∫ +∞

E0
p

dσpH→p̄X
dEp̄

(Ep→Ep̄)nH(~x) vp fp(~x,Ep) dEp. (3.16)

We use the injection proton and helium CR fluxes at the Earth as measured by the PAMELA
experiment [221]3. Following previous studies [218, 204], the Bessel transforms of these fluxes
are calculated for each CR propagation model in order to derive the proton and helium densities
fp and fα all over the Galactic magnetic halo. The radial profile of the sources of primary CR
nuclei comes into play and can be determined from pulsar and surpernova remnant surveys.
We have used here the parameterization of [223], slightly modified by [224].

In the case of a proton impinging on a hydrogen atom at rest, the production rate peaks
around a few GeV. The energy of the projectile must actually exceed a threshold of E0

p = 7mp.
In the Galactic frame, where the target is at rest, the differential production cross-section of
the previous relation is given by the integral

dσpH→p̄X
dEp̄

= 2πkp̄

∫ θmax

0

(
Ep̄

d3σ

d3kp̄

)
LI

d(− cos θ), (3.17)

where θ is the angle between the momenta of the incoming proton and the produced antiproton.
In the center of mass frame, which drifts with a velocity βCM = {(Ep−mp)/(Ep +mp)}1/2 with
respect to the Galactic frame, the antiproton energy cannot exceed a value of

E∗p̄,max =
s − 9m2

p + m2
p

2
√
s

, (3.18)

where
√
s = {2mp(Ep + mp)}1/2 is the total energy of the reaction. In equation 3.17, the

energies Ep and Ep̄ have been fixed and the angular integral runs from θ = 0 up to a maximal
value of θmax for which

cos θmax =
1

βCMkp̄

(
Ep̄ −

E∗p̄,max

γCM

)
. (3.19)

The Lorentz invariant differential cross-section Ep̄ (d3σ/d3kp̄) depends on the antiproton rapid-
ity y = tanh−1(kp̄ ‖/Ep̄) and transverse mass m2

T = m2
p + k2

p̄⊥. We have used a new param-
eterization recently proposed by [225] instead of the Tan and Ng fitting relations [216, 217].
As mentioned by [204], the transverse mass mT should be preferred to the angular variable

3Technically, we employ a numerical fit of those data performed by T. Delahaye [222].
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Figure 3.11: The astrophysical background (secondary) antiproton spectra with/without
SMod and with/without ELDR, for the MIN, MED, MAX propagation models (left to right). Su-
perimposed are the data points from PAMELA.

cos θ in the integral 3.17 whenever the maximal angle θmax is small, under penalty of numerical
errors. Antiprotons can also be produced in reactions involving helium nuclei either in the
cosmic radiation or in the ISM. We have used the same procedure as discussed in [204].

Notice finally that antineutrons are also produced, and should be taken into account as
they subsequently decay into antiprotons. It has been so far conventionally assumed that
the antineutron and antiproton production rates are equal insofar as isospin symmetry should
hold. A global factor of 2 was generally assumed in order to account for antineutrons. But
measurements by the NA49 experiment [226] of the differential antiproton multiplicity in pp
and np collisions point towards a different conclusion, as noticed by [227]. In the case of
antineutrons, the production cross-section should be multiplied by an unknown factor NIS such
that

dσpH→n̄X
dEn̄

= NIS
dσpH→p̄X
dEp̄

. (3.20)

For conservativeness, we have assumed NIS to lie in the range from 1 to 1.5, so that our
calculations can be rescaled by a factor A ≡ (1 + NIS)/2 which has been varied freely from 1
to 1.25 in order to improve the quality ot the fits.

In figure 3.11, we plot the fluxes that we obtain for the MIN, MED and MAX models in
order to compare now quantitatively these astrophysical p̄ fluxes with Pamela 2012 data [297].
To better assess the impact of our additional effects, three cases are considered:

• first, we consider only the data points with kinetic energies K > 10 GeV and we neglect
solar modulation, as in the previous analysis;

• second, we add solar modulation (allowing the Fisk potential to vary in the range 0.1 GV <
φF < 1.1 GV and the normalization A within 1 and 1.25), using kinetic enrages K > 10
GeV;

• third, we use the whole energy spectrum (still taking solar modulation into account). For
each one of these cases, we compare the χ2 with and without ELDR. In table 3.4, we
present the best fit Fisk potential φF and the corresponding χ2 value.
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In general, the agreement between the astrophysical fluxes and the data, that we achieve by
including ELDR and SMod, is very good, with a value of the reduced χ2 which is below 1 for all
configurations as soon as SMod is included. This is significant and essentially implies that little
room is left for exotic contributions such as those from DM. A few fine features are however
worth noticing.
(i) Taking into account solar modulation improves the fits considerably even above 10 GeV,
especially for the MIN and MED configurations. This is because the datapoints between
10 and 50 GeV have such an exquisite precision that even the limited modification of solar
modulation above 10 GeV has an impact.
(ii) Adding ELDR has a limited impact above 10 GeV (improving or worsening the χ2 only
by fractions of a point in most cases). However, when the whole spectrum is considered, then
ELDR allows a significantly better agreement.

MIN MED MAX
χ2/dof A [-] φF [GV] χ2/dof A [-] φF [GV] χ2/dof A [-] φF [GV]

K > 10 GeV no SMod
No ELDR 35.07/7 1.00 - 12.85/7 1.0 - 2.21/7 1.21 -
With ELDR 36.43/7 1.00 - 15.44/7 1.0 - 2.19/7 1.20 -
K > 10 GeV with SMod
No ELDR 3.07/6 1.14 1.10 1.77/6 1.22 1.05 1.44/6 1.25 0.17
With ELDR 3.29/6 1.25 0.79 2.24/6 1.25 0.69 1.70/6 1.25 0.26
Whole spectrum with SMod
No ELDR 15.63/21 1.00 0.66 8.23/21 1.12 0.74 10.16/21 1.25 0.46
With ELDR 9.65/21 1.22 0.74 6.95/21 1.24 0.70 6.38/21 1.25 0.38

Table 3.4: χ2 of the astrophysical p̄ flux with respect to PAMELA 2012 data, with and without
ELDR, in three cases. We also report the best fit values for the addition parameters A and φF , where
applicable.

To conclude this analysis, we provide some useful approximating functions to the astrophys-
ical fluxes presented above. They read:

log

(
Φbkg

1/m2 sec sr GeV

)
=

8∑
i=0

ai logi
(

K

GeV

)
, (3.21)

with the coefficients ai as presented in table 3.5 for MIN, MED and MAX propagation models.
These functions reproduce our results within 5% in the range of energies 0.2 GeV ≤ K ≤ 800
GeV. They remain accurate within 20% all the way up to 10 TeV. For the convenience of
the reader, we also provide an approximating function (labelled ‘average’ in table 3.5, not to
be confused with MED) which corresponds to a flux that sits in the middle of the highest
and lowest astrophysical fluxes, at all energies. We stress that of course it is preferable to use
the functions adapted to the MIN, MED or MAX scenarios, as applicable, rather than this
‘average’ function. Nevertheless, the latter can allow for a quick scenario-independent estimate.
In that case, the uncertainty due to the propagation can be taken into account as follows: for
energies in the range 0.1 GeV ≤ K ≤ 450 GeV, the uncertainty is of 30% above and below; up
to 1.7 TeV the uncertainty is 50% and it reaches ∼ 70% at 10 TeV.

Recently, [227] and [228] have revisited the computation of the secondary antiproton flux.
(The latter has also obtained new antiproton constraints on DM annihilation, on which we
will comment later.) Our results essentially agree with the findings of the former so we mostly
comment here on the latter. Such work bases its computation on a large set of propagation
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a0 a1 a2 a3 a4 a5 a6 a7 a8

MIN -1.5116 0.37991 - 0.69686 - 0.92051 0.17873 0.34161 - 0.19910 0.04154 - 0.00309
MED -1.5079 0.34279 - 0.71347 - 0.89053 0.18914 0.32518 - 0.19223 0.04022 - 0.00299
MAX -1.6192 0.34986 - 0.69943 - 0.86758 0.19016 0.30858 - 0.18192 0.03777 - 0.00279

‘average’ -1.5594 0.35685 - 0.69211 - 0.89153 0.17990 0.32460 - 0.18875 0.03911 - 0.00289

Table 3.5: Coefficients for the approximating functions of the astrophysical flux, assuming
A = 1 and φF = 0 for MIN, MED and MAX propagation scenarios and for the ‘average’ case.

parameter determined in [168], via a full bayesian scan of CR data, and its crucial result is
that the secondary p̄ flux is found to systematically undershoot the p̄ data by PAMELA (the
resulting ‘antiproton excess’ can then be fit with a DM contribution as discussed in ref. [228]).
Similar results had been anticipated in previous works [229]. However, other set of studies [230,
227] do not reach the same conclusion and, in particular, this is at odd with what we find: as
discussed, we obtain a secondary flux which is well in agreement with PAMELA data for any
one of the propagation models we consider and essentially across the whole range of energies
(see e.g. figure 3.11). There might be many origins for this difference and it is difficult to
pin down any single one, as discussed in previous works and as the authors of [228] also very
nicely point out. Firstly, we notice that [228] considers two values of the Fisk potential for
antiprotons which are smaller or equal to the value for protons, while we do not restrict to this
situation. Actually, computations based on HelioProp show a preference for φp̄F > φpF during
the PAMELA data taking period (see table 2.3). While in first approximation a large φp̄F
would tend to reduce the p̄ spectrum further, it is possible that the interplay with other effects
mentioned below produces the opposite effect. Secondly, the models considered in [228], with
one exception, do not include convection. Adding convection would generically have the effect
of reducing an antiproton excess, as also recognized in [228] 4. Thirdly, the primary proton
spectrum considered in [228] (a broken power law with a break at 10 GV) differs from the one
we use based on PAMELA data. Finally, we introduce an additional degree of freedom (linked
to the antineutron production, as discussed above) which affects the overall normalization of
the p̄ flux and which is not taken into account in [228]. It is conceivable that a combination of
these individually small effects works in the direction of explaining away the difference.

In any case, the comparison with the detailed work in [228] shows how crucial is the impact
of the ‘fine points’ in the calculation of the secondaries. We will have to keep this in mind and
proceed with maximal caution.

The DM antiproton signal including ‘ELDR’

Also the DM signal needs to be reevaluated since energy losses and diffusive reacceleration have
been added to the transport equation. Figure 3.12 presents the DM antiproton spectra (for
some representative choices of masses) computed and propagated as discussed in the previous
sections. We show the spectra from the previous release of PPPC4DMID (Release 3.0) com-
pared with the spectra from our current calculation, with and without ELDR. The previous
PPPC4DMID and the new calculation without ELDR agree very well (with small residual
differences due to the different computational techniques), which is expected and reassuring.
Including ELDR, the main effect is the one of having the spectrum ‘squat’: the peak decreases,
the low energy tail is softened and the high energy portion can be somewhat raised. It is

4Moreover, position-dependent convection and diffusion can have a very interesting impact [231].
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Figure 3.12: Comparison of the antiproton flux from DM annihilating into bb̄ for an Einasto
profile with/without SMod, with/without ELDR and with the previous PPPC4DMID flux, for the
three propagation models MIN, MED, MAX and for three chosen masses.

interesting to note that this leads also to a non-zero p̄ flux above the nominal endpoint of the
spectrum at K = mDM, thanks to the (re)acceleration experienced by some of those antiprotons
which had been produced with energies already close to such endpoint.

The antiproton spectra including ELDR are our most refined output possible for this ob-
servable and constitute our final result. We compute them for all the channels and range of
masses spelled out in section 3.2 and we put them at public disposal in the new release of
PPPC4DMID (Release 4.0). Solar modulation, being inherently epoch-dependent, is not in-
cluded in the numerical product, but can be easily implemented with the use of equation 2.82
in a force-field approximation.

3.4.2 Constraints using PAMELA 2012 data

With the astrophysical background discussed in section 3.4.1 and the fluxes from DM annihila-
tion obtained in section 3.4.1, we can now compute the constraints on DM in the usual ‘mass
vs. annihilation cross-section’ plane. We do not aim here at an exhaustive scan of annihila-
tion channels and DM profiles, but rather to show the impact on some specific examples. For
definiteness, we focus on annihilations into b̄b and an Einasto profile.

At a practical level, we use the same method as previously, but with other parameters: for
each propagation model, we add the contributions of the astrophysical flux and the DM, so
that the total flux is

Φtot(mDM, 〈σv〉;A, φF ) = Φbkg(A, φF ) + ΦDM(mDM, 〈σv〉, φF ), (3.22)

where φF is the Fisk potential and A the amplitude over which we both marginalize. Then, for
each mass mDM, we solve the following equation in 〈σv〉

χ2
DM(mDM, 〈σv〉;A, φF )− χ2

0 = 4, (3.23)

where χ2
0 is the chi square of the best fit background, found in table 3.4.

The results obtained with data from PAMELA 2012 [297] are presented in figure 3.13. For
each propagation model, we distinguish four different cases: taking into account only the data
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Figure 3.13: Antiproton constraints on DM annihilating into bb̄ for an Einasto profile with or
without ELDR, for K > 10 GeV or the whole spectrum and for the three propagation models MIN,
MED, MAX. Solar modulation is marginalized over as explained in the main text.

points with energies K > 10 GeV or for the whole spectrum and with or without ELDR. In
figure 3.14 we keep only the ‘whole spectrum’ case and compare the three propagation scenarios.

For the MIN and MED propagation models, we observe that the constraints with ELDR
are stronger at small masses and weaker at large masses than the ones obtained without these
effects. In fact, as we have seen in section 3.4.1, including ELDR means depopulating states
with high energies and adding them to lower energies. Thus, with ELDR the astrophysical
background as well as the DM signal are lower at high energies leaving more freedom for a
large mass DM contribution and relaxing the constraints. At low masses, the situation is
the opposite: the astrophysical background and the DM signal are higher with ELDR and
thus the constraints are stronger. For MAX, the effect is almost absent or actually inverted.
This can be qualitatively understood in the light of the discussion of the relative importance
of reacceleration and energy losses presented in section 3.4.1. In short, while for MIN and
MED the effect of energy losses is dominant at high energies, for MAX it is counterbalanced
by diffusive reacceleration, the astrophysical and DM spectra slightly increase and hence the
constraints are faintly stronger.

The other prominent feature in the bounds is the ‘hump’ below mDM ∼40 GeV, especially
visible for the MIN and MED cases. It originates from another rather complex interplay, this
time among the effect of SMod, the size of the experimental error bars and the shape of the
spectra. Indeed, for DM masses of the order of 20−40 GeV, the DM p̄ spectrum peaks at the
same energy (≈ 2 GeV) and has the same shape as the astrophysical background. By playing
with an appropriate choice of the Fisk potential, more room can be freed for the DM, hence the
constraints relax. Above ∼ 40 GeV, instead, the DM component mostly contributes to data
points above ∼ 5 GeV: here the error bars are smaller and the SMod effect cannot effectively
act as a compensation to DM, hence the constraints are more stringent.

Before moving on, we comment on another subtle result, which is not directly visible in
the plots of figure 3.13 but which can be inferred by closely scrutinizing the χ2 of the fits: the
inclusion of ELDR is important in the computation of p̄ fluxes from low mass DM because,
without it, a DM signal can even slightly improve the χ2 and therefore be artificially favored.
We show two specific, cherry-picked examples in table 3.6. Focussing for definiteness on the
first case (the 20 GeV DM), we see that: when ELDR is correctly included, the fit with respect
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Figure 3.14: Summary of the antiproton constraints on DM annihilating into bb̄ for an Einasto
profile with or without ELDR for the three propagation models MIN, MED, MAX. The symbols
represent the DM cases listed in table 3.6.

to the one of a pure astrophysical background is very slightly worsened (∆χ2 = 0.04 in this
example); if instead ELDR effects are neglected, the fit can be ameliorated (by 3.78 points in
this example), inducing an unfounded preference in favor of DM. Qualitatively, the origin of this
effect can be understood by looking at the best fit background in figure 3.11: without ELDR,
the astrophysical component typically passes just below the first few data points; adding a DM
contribution can push the curve up and improve the χ2. This does not happen when ELDR is
added, as the astrophysical background fits the data better at these low energies. We will come
back to this issue in more detail when discussing AMS-02 projections in the next section.

Symbol mDM [GeV] 〈σv〉 [cm3s−1] No ELDR With ELDR
A[-] φF [GV] ∆χ2 A[-] φF [GV] ∆χ2

F 20 10−26 1.20 0.98 -3.78 1.25 0.86 0.04
� 30 10−26 1.15 0.90 -1.66 1.25 0.82 0.17

Table 3.6: Examples of the ∆χ2 of the fit to PAMELA data with respect to a pure background
case obtained by adding a DM contribution (with the specified parameters), with or without ELDR
in the MED propagation model.

Antiproton constraints based on PAMELA data like the ones that we obtain here have
also been deduced recently in [232] and [228]. Our constraints are consistent with our previous
analysis of section 3.3 (except that that work had not included ELDR), while the constraints
in [232] are more stringent than ours and those in [228] are much looser. While a detailed
case-by-case comparison is difficult, the choice of the astrophysical background (on which we
commented extensively in section 3.4.1 in connection with [228]) plays probably the major role
in explaining the differences.
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As a rather general conclusion, the different aspects of our analysis and the comparisons
with other results show how critical the fine details of background and signal fluxes (ELDR,
SMod, interplay with the propagation setups) are to establish the constraints. These should
be therefore handled with great care.

3.4.3 Sensitivity of AMS-02

Before the AMS-02 data were announced (we will discuss those in section 3.5), we have es-
timated the sensitivity of the antiproton measurements to DM annihilation. This is what we
present in this section, taking into account all the previously neglected effects, as well as the full
mock data. We produced simulated AMS-02 data by putting the points on the MED curve of
the astrophysical background, computed including ELDR and a Fisk potential φF = 0.6. The
binning in energy and the error bars are computed in the same way as in section 3.3.4. The
mock data points obtained in this way are presented in figure 3.15. We then apply the same fit-
ting procedure that we used in the previous section, including in particular the marginalization
over the value of the Fisk potential.

First, we check the quality of the fits with background only. The results are shown in
table 3.7. We correctly find that χ2 = 0 for the MED case with ELDR and the correct Fisk
potential is recovered. The fit remains very good also for MIN and MAX, at the condition of
adjusting the Fisk potential to a respectively larger/smaller value than the true one. If ELDR
are neglected, the χ2 worsens dramatically. This is not surprising given the small error bars of
the mock data: the best fit curves undershoot the data for the first 15 points and overshoots
them at high energies. Next, we add a DM component and compute the sensitivity of AMS-02

MIN MED MAX
χ2/d.o.f. φF [GV] χ2/d.o.f. φF [GV] χ2/d.o.f. φF [GV]

Whole spectrum with SMod
No ELDR 645/65 0.81 385/65 0.74 385/65 0.45
With ELDR 19.6/65 0.62 0/65 0.60 30.8/65 0.35

Table 3.7: Fits of mock AMS-02 data with astrophysical antiprotons only, with or without ELDR.

to DM annihilation, in the usual plane (mDM, σv), on the basis of the mock data. The results
are shown in figure 3.15. The behavior of the sensitivity curve is very similar to the actual
limits obtained with PAMELA data in the previous section. The limits at large DM masses
are more constraining when ELDR are not taken into account; at low masses, it is the opposite.
The curves show the ‘hump’ at ∼ 40 GeV already discussed in the previous section.

Another relevant feature on which we want to comment is the significant worsening of the
mock constraints for mDM . 100 GeV when ELDR are not taken into account. This arises,
in this exercise we are performing, from the same mechanism we discussed in the previous
subsection, now enhanced by the foreseen accuracy of the AMS-02 data. Indeed, without
ELDR a pure background can not acceptably fit the data (as shown in table 3.7). The χ2 can
be significantly improved by introducing a DM component, hence the constraints relax. This
may even lead to believe that a DM signal is hidden at low masses while instead it is just a
poor modelisation of the background which is at play. If fact, table 3.8 shows that a DM with
a mass mDM = 20 GeV (and the other parameters as listed) ameliorates the χ2 by a large
amount. It sits indeed in the region allowed by the ‘No ELDR’ curve in fig. 3.15. By correctly
including ELDR, however, the ∆χ2 becomes positive again and the point sits in the excluded
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Figure 3.15: Predictions of AMS-02 sensitivity. Left: mock data points for the p̄ flux measured
by AMS-02 after 1 year of data-taking and for a Fisk potential φF = 0.6 GV. Right: Sensitivity
of AMS-02 to DM annihilating into bb̄ for an Einasto profile with or without ELDR, for the MED
propagation model. The symbols represent the DM cases listed in Table 3.8.

region. While the precise values of the χ2 have relatively little meaning here, being based on
mock data, the point that they illustrate is valid. The general lesson, not surprisingly, is that
the robustness of any DM identification in future data, especially at low energies, will have to
be based on a careful understanding of the appropriate background, including in particular fine
effects such as ELDR.

Symbol mDM [GeV] 〈σv〉 [cm3s−1] No ELDR With ELDR
A [-] φF [GV] ∆χ2 A [-] φF [GV] ∆χ2

F 20 10−26 1.19 0.86 -342 1.25 0.78 21.6
• 50 10−26 1.19 0.74 -100 1.23 0.66 1.17

Table 3.8: (Analogously to table 3.6), examples of the ∆χ2 of the fit to mock AMS-02 data
with respect to a pure background case obtained by adding a DM contribution (with the specified
parameters), with or without ELDR in the MED propagation model.

Lastly, we note that with AMS-02 it is possible to exclude a thermal cross-section for
mDM < 150 GeV. This holds using the mock data generated assuming a normalization A = 1.24
and this is also the result we obtain with the real p̄/p, as will see in section 3.5.2. Gamma ray
searches, e.g. from dwarf galaxies, are currently probing similar ranges [233], which shows how
competitive the antiproton constraints can be.

In summary, the constraints show that the subtle effects, ELDR in particular, modify the
bounds by up to a factor of a few (typically loosening them) even at large masses. The sensitivity
analysis shows that AMS-02 will be able to improve on current constraints by up to more than
one order of magnitude and probe the thermal annihilation cross-section for DM masses as
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large as 150 or 300 GeV (depending on the actual results). Perhaps more importantly, our
analysis also shows that appropriately including the subdominant effects is crucial for a correct
interpretation of the data: without them, one can e.g. easily obtain a ‘false positive’ in favor
of a DM signature. We have presented a concrete example where this indeed happens.

We are aware that we have only dealt here with a subset of the possible refinements for
the calculation of the DM antiproton signal and its background. CR transport may also be a
source of sizable uncertainty, which has been so far constrained from probes such as the B/C
ratio. As the production of antiprotons from high-energy protons and helium nuclei takes place
in the same astrophysical sites as the fragmentation of carbon into boron, using the B/C ratio
has proved to be an efficient tool to constrain the antiproton predictions. We anticipate that
the antiproton background will not be much affected by the assumptions about the geometry
of the magnetic halo. This is less clear for the antiproton DM signal. Alternatively, assuming
that spallation reactions take place inside the acceleration sites and yield an astrophysical
component of primary antiprotons could possibly modify the DM predictions.

In conclusion, this analysis shows the non-trivial complications connected to the use of an-
tiprotons from astrophysics and from DM, especially at low DM masses, but also their very im-
portant probing power, if correctly mastered, for the upcoming future of DM indirect searches.

3.5 AMS-02 Antiprotons: Secondary astrophysical com-

ponent and immediate implications for DM

In this section we analyze data from the Alpha Magnetic Spectrometer (AMS-02) onboard
the International Space Station (ISS), the most advanced detector for indirect DM searches via
charged CR flux measurements. The positron fraction has already been published [234, 235],
confirming the rise at energies above 10 GeV detected previously by PAMELA [115, 236] and
Fermi [237]. The sum of electrons and positrons [238] as well as their separate fluxes [239]
have also been published, thus drawing a coherent and extremely precise picture of the lepton
components of CR’s. Despite the fact that DM interpretations of the positron and, more
generally, leptonic ‘excesses’ have been attempted (for a review see [240]), even before the
advent of AMS-02 it had been recognized that explanations involving astrophysical sources
were both viable and favored (for a review see [241]), a conclusion reinforced by updated
analyses (see [117, 242], and references therein, for recent assessments).

The AMS-02 Collaboration has now presented its preliminary measurements of the p̄/p
ratio [243], with an improved statistical precision and energy range extending to 450 GeV. It is
therefore crucial and timely to re-examine the situation and update existing results. In addition,
AMS-02 has published the measurement of the proton (p) spectrum [244] and presented the
measurement of the helium (α) one [243], in qualitative agreement with the previous determina-
tions by PAMELA [221], but now with unprecedented precision and detail. This is important
for our purposes since the p and α spectra are crucial input ingredients in the computation of
the secondary antiproton flux, which is the minimal astrophysical antiproton background for
indirect DM searches. Hence, with the release of these exquisitely precise datasets, AMS-02
provides a coherent, high-statistics—albeit preliminary—picture in the hadronic component of
CR’s too, allowing for a scrutiny of possible exotic contributions.
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3.5.1 Re-evaluation of the astrophysical antiproton background

The main ingredients of the computation for the ‘(secondary) astrophysical p̄ source term’ are:
i) the injection p and α primary fluxes from galactic sources, ii) the collision cross-sections, iii)
the propagation details, as we have seen in the previous section. In this section, we will try to
quantify the different uncertainties of the astrophysical background.

For the p and α spectra needed in i), as mentioned above we use the data that have just been
released by AMS-02 [244, 243]. The spectra are measured up to a rigidity of 1.8 and 3 TV for
p and α nuclei, respectively, and, as already reported by the PAMELA Collaboration [221],
they cannot be described by a single power law: a hardening at energies higher than ∼300
GV is observed for both. At the practical level, we perform our own fits of the AMS-02 data
points. For both p and α fluxes, we used the following rigidity dependent function (in particles
cm−2 s−1 sr−1 GV−1)

Φ = C · (1− βeλR) ·
( R

R + φF

)2

· (R + φF )γ ·
[
1 +

(R + φF
RB

)∆γ
s
]s
. (3.24)

We proceed in two steps: first γ, ∆γ, RB, s are fixed using the high energy part (R > 45 GV)
of the spectrum. Then C, α and β are determined over the all energy range. The value of the
Fisk potential which gives the best χ2 for our fits is φF = 0.62 GV, the upper bound of the
interval set in [244]. The values of the best-fit parameters are reported in table 3.9.

p α

C 23566± 30 4075± 2
λ -0.519 ± 0.007 -0.163 ± 0.004
β 1.21 ± 0.02 0.41 ± 0.02
γ -2.849 ± 0.002 -2.795 ± 0.009
RB 355 ± 33 284 ± 38
∆γ 0.146 ± 0.02 0.162 ± 0.009
s 0.0325± 0.0131 0.078± 0.035
χ2
ndof 29.02/(73-7) 2.62/(54-7)

Table 3.9: Best-fit values for p and α fluxes, measured by AMS-02 .

The uncertainties on the slope of the p and α spectra at high energies, ∆γp,α, induce an
uncertainty band on the predicted astrophysical p̄/p ratio. In figure 3.16, top left panel 5, we
show the result of our computation of the ratio with such uncertainty band. For the distribution
of the sources of primary CR p and α, which can be determined from pulsar and supernova
remnant surveys, we use the parameterization of [223], slightly modified as in [224].

We use the same ingredients as described in the previous section (section 3.4): for σpH
we use the new parameterization recently proposed by [225], instead of the traditional fitting
relations given in [216, 217]. For the cross-sections of the other reactions we use the prescription
of [204]. We also consider the contribution of antineutron production: on the basis of isospin
symmetry, one would consider the production cross-section for antineutrons (e.g. σpH→n̄X and

5Each of the panels of the figure has to assume a choice for the uncertainties presented in the other panels.
e.g. the first panel assumes definite values for the collision cross-sections, a model for p̄ propagation and a value
for the Fisk potential. They are always chosen to be the central values, e.g MED, the fiducial cross-section and
0.62 GV for this example.
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Figure 3.16: Illustration of the individual partial uncertainties for secondary antiprotons. The
colored bands represent the uncertainties on the input p and α fluxes (upper left panel), p̄ production
cross-sections in the interstellar medium (upper right panel), Galactic propagation (lower left panel)
and Solar modulation (lower right panel).

the others) as equal to those for antiprotons; the antineutrons then rapidly decay and provide
an exact factor of 2 in the p̄ flux. However, as pointed out in [225, 227] and it may be that this
näıve scaling does not apply and that the antineutron cross-section is larger by up to 50% with
respect to the p̄ one.
Assessing uncertainties for reactions involving He is even more challenging, since no data are
present, and predictions are based on semi-empirical nuclear models calibrated on data involving
either protons or heavier nuclei (see [245]). For sure, uncertainties involving these reactions are
at least as large in percentage as the one of the pH reaction, an assumption we will do in the
following. More conservative assumptions would only make the error larger, and strengthen
our main conclusion on the level of agreement of the data with a purely secondary antiproton
flux. All these cumulated effects contribute to an uncertainty band for the astrophysical p̄/p
ratio which is represented in figure 8 of [225] and which we will adopt: it varies from about
20% to at most 50% (at large energies and in the most conservative conditions). In figure 3.16,
top right panel, we show our prediction for the p̄/p ratio with this uncertainty envelope.

Once produced, antiprotons have to propagate in the local Galactic environment before they
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Figure 3.17: The combined total uncertainty on the predicted secondary p̄/p ratio, super-
imposed to the older PAMELA data [297] and the new AMS-02 data. The curve labelled ‘fiducial’
assumes the reference values for the different contributions to the uncertainties: best fit proton and
helium fluxes, central values for the cross-sections, MED propagation and central value for the Fisk
potential. We stress however that the whole uncertainty band can be spanned within the errors.

are collected at Earth. We deal with this process in the usual way, by solving semi-analytically
the full transport equation for a charged species in a 2D cylindrical ‘thick halo’ model of the
Galaxy, as described in section 3.4. We take into account p̄ annihilation, energy losses, ‘tertiary
production’, and diffusive reacceleration. Besides these effects, the propagation parameters
governing diffusion and convection are as usual codified in the MIN, MED and MAX. Note
that these have not (yet) been revised on the light of recent secondary data like the preliminary
B/C ratio of AMS-02, so the viability of these predictions for the p̄/p ratio (which extends for
instance to higher energies) is not trivially expected to hold.

In figure 3.16, lower left panel, we show the impact of the propagation uncertainty. The
curves which are labelled MIN, MED and MAX represent the modification which occurs by
choosing these standard sets. The shaded yellow area envelops the results obtained by sampling
more widely the propagation parameter space that has been shown in [218] to be compatible
with the B/C ratio and finding the values that minimize and maximize the secondary, rather
than primary, p̄/p flux. Notice that the shaded yellow area does not coincide with the MIN-
MED-MAX envelope (see in particular between 50 and 100 GeV): this is not surprising, as it
just reflects the fact that the choices of the parameters which minimize and maximize the p̄/p
secondaries are slightly different from those of the primaries. However, the discrepancy is not
very large. We also notice for completeness that an additional source of uncertainty affects the
energy loss processes. Among these, the most relevant ones are the energy distribution in the
outcome of inelastic but non-annihilating interactions or elastic scatterings to the extent they
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do not fully peak in the forward direction, as commonly assumed [218]. Although no detailed
assessment of these uncertainties exists in the literature, they should affect only the sub-GeV
energy range, where however experimental errors are significantly larger, and which lies outside
the main domain of interest of this article.

Finally, p̄’s are subject to the phenomenon of solar modulation in the heliosphere. As in the
previous section, we describe this process in the force field approximation with a conservative
interval for the Fisk potential φF = [0.3, 1.0] GV ' φpF ± 50%φpF , motivated by the dedicated
analysis in section 2.5.2. In figure 3.16, bottom right panel, we show the computation of the
ratio with the uncertainties related to the values of the Fisk potential in the considered interval.
Notice finally that the force field approximation, even if ‘improved’ by our allowing for different
Fisk potentials for protons and antiprotons, remains indeed an “effective” description of a
complicated phenomenon. Possible departures from it could introduce further uncertainties on
the predicted p̄/p, which we are not including. However it has been shown in the past [?] that
the approximation grasps quite well the main features of the process, so that we are confident
that our procedure is conservative enough.

Figure 3.17 constitutes our summary and best determination of the astrophysical p̄/p ratio
and its combined uncertainties, compared to the new (preliminary) AMS-02 data. The crucial
observation is that the astrophysical flux, with its cumulated uncertainties, can reasonably well
explain the new datapoints. Thus, our first —and arguably most important— conclusion is
that, contrarily to the leptonic case, there is no clear antiproton excess that can be identified
in the first place, and thus, at this stage, no real need for primary sources. This also means
that, at least qualitatively, one expects a limited room left for exotic components, such as DM.
Indeed in the following section we will proceed to compute the constraints on it.

However, before we can do so, we have to identify specific sets of astrophysical parameters
to describe the background. We fix in turn MIN, MED and MAX and we vary the solar
modulation potential in the given interval. We model the uncertainties of the production cross-
sections term by allowing a renormalization of the background with an energy dependence and
an amplitude A as dictated by the analysis presented above (namely, an uncertainty modulated
as the pink band of figure 3.16). With this strategy, we look for the best fitting values of the
amplitude A and of the potential φF and we trace the corresponding p̄/p spectra. In concrete
terms, for each propagation model, we minimize the chi-square χ2

0(A, φF ) with respect to the
AMS-02 data and hence determine the best fit amplitude A0 and Fisk potential φ0

F . We show
in figure 3.18 the different cases.

Even within the limitations of the data like those we are dealing with (namely their pre-
liminary nature, their errors only partially accounted for and the partial collection time with
respect to the full lifetime of the experiment), we can see that the MIN propagation scheme
predicts an astrophysical background that can not reproduce the new p̄/p data points above 30
GeV. The MED scheme provides a barely decent fit (still good up to ∼ 30 GeV but rapidly
degrading after) while choosing MAX the data can be well explained across the whole range of
energies. We have explicitly computed the corresponding χ2 to support the above statements,
with the MIN, MED, MAX cases yielding 106, 58 and 41, respectively (for 28 degrees of
freedom). Given the preliminary nature of the data, of course they have only an indicative
significance. This is our second conclusion:the preliminary p̄/p AMS-02 data seem to prefer
a model, such as MAX, characterized by a relatively mild energy dependence of the diffusion
coefficient at high energies. Although it is too early to draw strong conclusions, this is an
interesting observation and it goes in the same direction as the preference displayed by the

113



1 5 10 50 100 500
0.01

0.05

0.10

0.50

1.00

5.00

10.00

Kinetic energy T @GeVD

F
p
êF p

¥
10
4

PAMELA 2012
AMS-02 2015
Bestfit SMod

MIN

1 5 10 50 100 500
0.01

0.05

0.10

0.50

1.00

5.00

10.00

Kinetic energy T @GeVD
F
p
êF p

¥
10
4

PAMELA 2012
AMS-02 2015
Bestfit SMod

MED

1 5 10 50 100 500
0.01

0.05

0.10

0.50

1.00

5.00

10.00

Kinetic energy T @GeVD

F
p
êF p

¥
10
4

PAMELA 2012
AMS-02 2015
Bestfit SMod

MAX

Figure 3.18: The best-fit secondary
antiproton fluxes originating from astro-
physics, for the MIN, MED and MAX
cases, compared to the new AMS-02 data
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potential. Filling. Filling. Filling. Filling.
Filling. Filling. Filling. Filling. Filling.
Filling. Filling. Filling.

preliminary B/C AMS-02 data [?] 6.
It would of course be tempting to interpret the room left in the MIN and MED cases at

large energies as an exotic contribution from DM. However we insist that this would be a wrong
deduction in two respects: as long as a model within the uncertainties can fit the data, failure
of other models just means a better selection of the background rather than evidence for an
extra component; in any case, a new assessment of the viable propagation parameter space
would be needed before any conclusion is drawn.

6It is also backed by the results recently reported in [246]—appeared after the first version of this paper in
pre-print form—based on fits to PAMELA B/C, p and He data.
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3.5.2 Updated constraints on Dark Matter

We obtain the p̄ fluxes at Earth (post-propagation) from the numerical products provided in [9],
version 4 and obtained in the previous section. Notice that these include the subtle effects of
energy losses, tertiaries and diffusive reacceleration which are important to reach a detailed
prediction.

We consider the same four primary annihilation (or decay) channels: DM DM→ bb̄, W+W−,
µ+µ− and γγ. We also consider two representative DM Galactic profiles: Einasto and Burkert,
with the precise functional forms and definitions of the parameters as in 1.1.3. The former
possesses a peaked distribution towards the Galactic center and hence typically results in a
more abundant yield of antiprotons with respect to the latter, which features a core in the
inner few kpc.

We remind that, in section 3.5.1, we have obtained the re-evaluated astrophysical back-
ground fluxes and their uncertainties. In particular, we have computed the fluxes for the MIN,
MED and MAX cases, displayed in figure 3.18. Armed with those and with the fluxes from
DM as just presented, we can now compute the constraints in the usual planes ‘mass mDM

vs. thermally averaged annihilation cross-section 〈σv〉’ or ‘mass mDM vs. decay rate Γ’. We
repeat the procedure from the previous section and derive constraints on DM. It makes sense
to derive constraints only within the propagation schemes that provide a decent explanation of
the background. MAX is the favored scheme. MED provides overall a worse but still reason-
able fit to the data, so that we will employ it. In addition, (see figure 3.18, middle panel) at
small energies (T . 30 GeV) its fit is good, thus meaningful constraints on relatively light DM
(mDM . 300 GeV) can be derived. We discard instead the MIN case.

The results that we obtain with this strategy are presented in figure 3.19 for the DM annihi-
lation case and in figure 3.20 for the DM decay case. In the left panels we fix a benchmark DM
profile (Einasto) and the MED propagation model, and show the constraints for the different
particle physics channels introduced above. We see for example that the thermal annihilation
cross-section 〈σv〉 = 3 · 10−26 cm3/s is now touched by the exclusion line for mDM ∼ 150 GeV
for the b̄b channel. In the right panels we explore the impact of changing the propagation
parameters or the DM distribution. As already highlighted several times in the literature, the
effect is sizable and can reach a factor of up to an order of magnitude. For instance, the pre-
viously quoted limit for the mass of a thermal relic can vary between 90 and 250 GeV for the
range of models explored here. Of course, as MAX maximizes by definition the DM p̄ yield,
its constraints are much stronger than those of the MED case. Turning the argument around,
if the preference for MAX-like propagation schemes hinted at by preliminary AMS-02 data
is confirmed, AMS-02 itself has the unprecedented possibility to exclude mDM . 250 GeV for
thermal annihilation cross-section in the b̄b channel.

This analysis is very preliminary and there is still room for improvements. First and fore-
most, the release of the final p̄/p measurement with systematic and statistical errors fully
accounted for. Yet, even a preliminary analysis allows to show that antiprotons confirm them-
selves as a very powerful probe for CR physics and for DM in particular. Actually, considering
the puzzling excesses (with respect to the originally predicted astrophysical background) of
undetermined origin in the electron and positron fluxes, considering the complicated back-
ground of most gamma-ray searches and considering the challenges of neutrino detection, p̄’s
might arguably still be the most promising avenue in DM indirect searches, since improving
the knowledge of the background is relatively easier than for other channels and so perhaps
seeing the emergence of a clear signal is possible. In this respect, the AMS-02 experiment
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Figure 3.19: Annihilating DM: current constraints. Left Panel: current constraints from the
antiproton to proton ratio measurements by AMS-02, for different annihilation channels. The areas
above the curves are excluded. Right Panel: illustration of the impact of DM-related astrophysical
uncertainties: the constraint for the bb̄ channel spans the shaded band when varying the propagation
parameters (dashed lines) or the halo profiles (solid lines). Notice that in the MIN case the analysis
is not sensible, hence not shown here (see text for details).
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Figure 3.20: Decaying DM: current constraints. Left Panel: current constraints from the an-
tiproton to proton ratio measurements by AMS-02, for different decay channels. The areas below the
curves are excluded. Right Panel: illustration of the impact of DM-related astrophysical uncertainties:
the constraint for the bb̄ channel spans the shaded band when varying the propagation parameters
(dashed lines) or the halo profiles (solid lines). Notice that in the MIN case the analysis is not sensible,
hence not shown here (see text for details).
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can play a crucial role. So far it has essentially confirmed the results of previous experiments
(most notably PAMELA), but it has done so with an impressively improved accuracy: the
qualitative picture in DM indirect searches has been left largely unchanged by it, but AMS-02
has allowed improved pinning down of the parameters and tightening of the constraints. In this
context, while follow-up releases of antiproton data (e.g. pure fluxes, extended energy range
or enlarged statistics) will obviously be welcome, it is urgent to address first one of the main
current limitations in the field of charged CRs, namely the determination of the propagation
parameters. In this respect, analyzing the upcoming reliable and accurate light nuclei measure-
ments from AMS-02 will provide the community with a very powerful leverage for any search
of exotics in CR’s. At that point it will be possible to assess whether or not excesses are present
in antiproton data, for instance if the current small deficit increases in significance (although
identifying their origin will remain very challenging [247]).

3.6 Final comments

In this chapter of the thesis we have dealt with antiprotons as a tool for DM indirect searches.
After computing constraints on DM based on the antiproton flux measured by PAMELA in
a simplified approach, we added the neglected effects (energy-losses, including tertiary produc-
tion, diffusive reaccelerating and solar modulation in a force-field approximation). Antiprotons
are a very powerful and sensitive probe of DM and with the precision of recent experiments
these effects have to be taken into account and can change the conclusion on exotic contribu-
tions. The secondary background is provided in terms of an analytical function and the DM
signal can be downloaded on the PPPC4DMID webpage. All of these computation have been
done for the three propagation parameter sets, namely MIN, MED and MAX.

Finally, we analyzed the preliminary AMS-02 results on the p̄/p ratio, using the new p
flux published by AMS-02 and the preliminary AMS-02 results presented on the α flux. We
have re-evaluated the secondary astrophysical predictions for the p̄/p ratio. We have accounted
for the different sources of uncertainties: namely on the injection fluxes, on the production
cross-sections, on the propagation process and those connected to solar modulation. Our first
and main result is that there is no unambiguous antiproton excess that can be identified in the
first place, and thus, at this stage, no real need for primary sources of antiprotons. Within
errors, secondary astrophysical production alone can account for the data. This conclusion is
highly non-trivial, since we relied on updates of existing propagation schemes, which were not
necessarily expected to work in the high precision and extended energy regime made accessible
by AMS-02.

Next, we enter in the merit of which propagation schemes do account for the data, taking
into account the other uncertainties. We find that the data seem to prefer a model, such as
MAX, characterized by a relatively mild energy dependence of the diffusion coefficient at high
energies. If confirmed, this would go in the same direction as other indications already obtained
in different channels, as discussed above. In fact, like the B/C, the p̄/p is a secondary to primary
ratio and is thus sensitive to the slope of the diffusion parameter δ. The previous data set form
PAMELA was in agreement with all threes propagation models. An important application
concerns updated constraints on DM: within the framework of the propagation schemes that it
is sensible to use, we derive bounds that are more stringent by about one order of magnitude
with respect to the previous ones, as expected from our sensitivity studies.
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Chapter 4

Secondary photon emission from DM
annihilations into electrons and
positrons

4.1 Introduction

Positrons are also charged antiparticles used for DM indirect detection. As we have seen earlier,
an excess in the positron flux, as well as in the positron+electron flux, has been detected
by Pamela, Fermi, Hess and recently AMS-02. Looking for DM directly in the leptonic
channels can thus be challenging, hence another interesting strategy consists in looking for
the emissions produced by the interactions of relativistic electrons and positrons, injected by
DM annihilations (or decays), with the galactic environment. These emissions go under the
collective name of ‘secondary radiation’ and are essentially of three kinds: (i) radio waves due
to the synchrotron radiation of the e± on the galactic magnetic field; (ii) gamma rays due to
the bremsstrahlung processes on the galactic gas density; (iii) gamma rays due to the Inverse
Compton scattering (ICS) processes on the interstellar radiation field.

They have received different attention in the literature. Synchrotron emission has been
considered since a long time in regions close to the GC, characterized by a large intensity of
the magnetic field [248]. Its relevance in wider regions of interest in the Galaxy has also been
highlighted [249, 250, 251, 252, 253, 254, 255, 256, 257, 258, 259]. Bremsstrahlung gamma rays
have mostly been neglected for what concerns DM studies. Recently, however, their importance
has been recognized, especially in connection with searches for relatively light (10-40 GeV) DM
signals from the GC [260, 261, 262, 263, 264], analyses in chapter 5. Finally, ICS gamma
rays have been identified as an important component of the DM gamma ray spectrum mainly
in conjunction with the models of leptophilic DM featuring a large annihilation cross-section,
proposed in the wake of the lepton excesses (see e.g. [265, 266, 267, 268, 269, 270] and many
subsequent works).

All these signatures are potentially very relevant and promising. Their practical use, how-
ever, depends on a number of different choices, i.e. related to the unknown magnetic field con-
figuration, to the unknown propagation parameters of electrons and positrons in the Galaxy, to
the unknown gas distribution, to the unknown profile of DM etc. Some of these uncertainties
are also shared with other possible signals from DM in other Indirect Detection channels. A
step towards model independent tools in order to identify DM is what we would like to make
here.
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More precisely, the purpose of this chapter is to provide state-of-the-art tools allowing the
computation of synchrotron and bremsstrahlung radiation for any (weak-scale) DM model,
for a set of possible astrophysical configurations that bracket the current sensible ranges of
the uncertainties. This follows the spirit of previous papers ([9, 271]): the concrete goal is
to enable the ‘DM model builder’ to readily compute the synchrotron and bremsstrahlung
phenomenology of their model without having to fiddle with the underlying computations or
even with the intervening astrophysics, but just by choosing which configurations to adopt (and
being able to adopt the same choices consistently for other indirect detection channels). On
the way to achieve that, we have to upgrade some ingredients used to accurately compute the
population of DM-induced electrons and positrons, namely the energy loss function and the e±

halo functions. In the spirit of [9, 271] we always employ semi-analytical methods rather than
fully numerical ones, in order to better control the relevant physics.

4.2 Astrophysical configurations

First, we spell out the astrophysical ingredients that we use to compute the propagation of
electrons and positrons, especially the energy loss function, and ultimately the synchrotron
and bremsstrahlung signals. While there certainly exist some interdependences between the
parameters entering in these astrophysical ingredients (for instance, the thickness of the CR
diffusive halo L is related to the vertical extent of the galactic magnetic field, since a far reaching
magnetic field determines a thick CR confinement box) it is beyond our scope to impose such
correlations by hand. Our aim is to provide the full range of possible choices and it is up to the
user to choose sensible combinations. In order to consider inter-dependencies self-consistently
one is better off choosing a fully numerical approach to the propagation of CR, such as by using
GalProp [158] or Dragon [159].

4.2.1 Galactic Magnetic Field

Our Galaxy has a complicated magnetic field structure, and dedicated efforts by several groups
have been performed in order to map it: for some recent overviews and sets of references see
for instance [272, 273, 274, 275]. We recall here the salient features of the inferred magnetic
field and then define the simplified functional form that we will adopt.

The total galactic magnetic field ~Btot is the sum of a large scale regular ~Breg and a turbulent
~Bturb component. These, in turn, can be decomposed in different contributions, including disk
and halo fields. The regular magnetic field is caused by dynamo effects in the galaxy and it
can be studied with Faraday rotation measurements of nearby pulsars and high latitude radio
sources, or with measurements of the polarized synchrotron intensity. On the other hand, the
turbulent magnetic fields are tangled by turbulent gas flows and can be traced looking for their
unpolarized synchrotron emission. Recent models of the galactic magnetic fields have been
proposed e.g. in [276, 277, 278, 279, 274].

Rather than the detailed magnetic field geography, the overall intensity is more important
for our purposes. While we keep in mind that the complicated cartography sketched above can
have an impact on the determination of the energy losses of electrons and on the synchrotron
emission from DM, we choose to model the disk field strength by a double exponential in z and
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in r, as proposed e.g. by [280] and [281] for the radial part. Namely, we use

Btot = B0 exp

(
−r − r�

RD

− |z|
zD

)
(4.1)

where r� = 8.33 kpc is the location of the Sun. We then adopt several configurations for the
values for the parameters B0, rD and zD, as shown in the table in fig. 4.1:

� Model 1 (MF1 for “Magnetic Field 1” hereafter) is the configuration used in [9] and very
similar to the one used in the original GalProp code (it differs by the normalization factor
B0, which has changed a few times in the GalProp literature [280, 163, 162]).

� Model 2 (“MF2”) is loosely based on the findings of [276] (and previous [281]). Following
one of the models in [276] we take a value of 2.1 µG for the intensity of the disk regular
field at solar location (we report it to our value for r�); we then add an intensity of 3 µG
to account for the random component. The resulting field is steeper in r and in z than
MF1 and reaches slightly higher values at the GC.

� Model 3 (“MF3”) is modeled following [282]. It is substantially higher at the location of
the Earth and has larger scale heights both in r and in z, i.e. it extends much farther out
in both directions.

4.2.2 Other astrophysical ingredients

In this section we recall the other astrophysical ingredients involved in the computations. We
illustrate most of them in figure 4.1 (except for DM profiles which are shown in figure 1.2 and
propagation parameters which can be found in table 2.1). As a general rule, we want to use
state-of-the-art but standard ingredients, in order to allow easy comparison with other work.

• The DM density profile in the Galaxy. We adopt the 6 standard profiles as defined in
section 1.1.3.

• Electron and positron propagation parameters. These have to be plugged in the
diffusion-loss equation 2.66, correctly accounting for source terms and energy losses.
While an updated assessment of the validity of these ranges of parameters would be
welcome, as seen in section 3.5.1, we continue using the standard values reported here
also for consistency reasons.

• InterStellar Radiation Field (ISRF). As mentioned in section 2.4.4, electrons and
positrons propagating in the galactic halo lose energy by Inverse Compton scattering on
the ambient light. A detailed description of this radiation field is therefore important
in order to reliably compute the energy losses. We adopt the latest radiation maps
extracted from GalProp [283]. These replace the ones formerly used in the literature,
and in particular in [9]. In figure 4.1 we draw the two maps in two sample locations (at
the Earth and near the galactic center) and compare them. One clearly sees the three
different components (StarLight SL, InfraRed IR and the CMB blackbody spectrum).
The current map is much more detailed and normalization differences of the order of a
factor 2 are visible, but the overall behavior is confirmed. We will see that these small
differences have an (equally small) impact on the observables entering e± propagation.
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Magnetic field configurations

Model ref. B0 rD zD
[µG] [kpc] [kpc]

MF1 [280] 4.78 10 2
MF2 [276, 281] 5.1 8.5 1
MF3 [282] 9.5 30 4
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Figure 4.1: Collection of the astrophysical ingredients we use. Top row: magnetic field config-
urations. Second row: illustration of the ISRF in two sample locations. Bottom row: illustration of
the galactic gas densities (figure from [260]).
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• Gas maps. Electrons and positrons also lose energy by processes occurring on the
interstellar atomic and molecular gas (Coulomb interactions, ionization, bremsstrahlung).
We use the gas maps described in [284] and already used in [260]. We refer to the latter for
some discussion. They are illustrated in figure 4.1. The relevant species are atomic (HI)
and molecular (H2) neutral hydrogen, ionized hydrogen (HII), neutral atomic helium
(He) and ionized helium (which is however irrelevant for all practical purposes). As
discussed in particular in [260], these maps represent a reliable description of the coarse
grained distribution of gas in the Galaxy, but miss important features at small scales.
In particular, they do not take into account the regions characterized by a much higher
gas density (up to 2 or 3 orders of magnitude with respect to the coarse grained maps)
which are known to exist close to the galactic center (typically at r . 200 pc scales). For
the purpose of the general tools that we are developing in this work, we do not correct
by hand the coarse-grid maps by adding the high density regions (contrary to what was
done in [260]) but we will allow the user to change the overall normalization of the gas
density in the energy loss function that we will describe below.

4.3 Technical outputs

Here we present tools that can be downloaded from the PPPC4DMID website and can be
used by the community. First, we have to determine the energy-loss function for e±, then
compute the propagation function of e± from DM annihilation or decay in the diffusion model
and finally obtain the halo functions for their secondary radiation.

4.3.1 An improved energy loss function for e± in the Galaxy

Using the ingredients described above, we compute a function describing the energy losses
of electrons and positrons during their propagation in the Galaxy, improving the one of the
previous PPPC4DMID. It includes energy losses by Coulomb interactions with the interstellar
gas, by ionization of the same gas, by bremsstrahlung on the same gas, by ICS (using the
updated ISRF presented in section 4.2.2) and by synchrotron emission, with the choice of the
three magnetic field models discussed in section 4.2.1. Schematically:

btot(E, r, z) ≡ −dE

dt
= bCoul+ioniz + bbrem + bICS + bsyn (4.2)

where E is the energy of the electron or positron and r and z are cylindrical galactic coordinates.
Such a function is provided on the website [285] in the format btot[E,r,z,gasnorm,MF],
where gasnorm allows to change the overall normalization of the gas densities and MF is a flag
selecting the magnetic field model. We now recall the different components of this function 1 and
illustrate its main features in figures 4.2 and 4.3. Details can be found in standard references
such as [286, 287] as well as in [9, 270].

• Energy losses by Coulomb interaction and ionization on neutral matter are de-
scribed by

bneut(E, r, z) =
9

4
c σT me

∑
i

niZi

(
log

E

me

+
2

3
log

me

∆Ei

)
(4.3)

1Notice that we will always limit ourselves to the case of relativistic electrons.
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where c is the speed of light, σT = 8πr2
e/3, with re = αem/me, is the Thompson cross-

section, ni is the number density of gas species i with atomic number Zi and ∆Ei is its
average excitation energy (it equals 15 eV for hydrogen and 41.5 eV for helium).

On ionized matter, one has

bion(E, r, z) =
3

4
c σTme ne

(
log

E

me

+ 2 log
me

Epla

)
(4.4)

where ne is the electron density and Epla =
√

4π ne r3
e me/α corresponds to the charac-

teristic energy of the plasma.

The total energy losses for Coulomb interactions and ionization processes, bCoul+ioniz =
bneut + bion, will therefore be given by the sum of equation 4.3 and equation 4.4 with,
respectively, the densities of ionized and neutral gas species. In both cases, energy losses
are essentially independent of E, since the constant terms in the brackets are numerically
dominant.

• Energy losses by bremsstrahlung are described by

bbrem(E, r, z) = c
∑
i

ni(r, z)

∫ E

0

dEγ Eγ
dσi
dEγ

, (4.5)

where Eγ corresponds to the energy of the gamma-ray emitted in each bremsstrahlung
process. The differential cross-section reads

dσi(E,Eγ)

dEγ
=

3αemσT
8π Eγ

{[
1 +

(
1− Eγ

E

)2
]
φi1 −

2

3

(
1− Eγ

E

)
φi2

}
, (4.6)

where φi1,2 are scattering functions dependent on the properties of the scattering system.

For a completely ionized gas plasma with charge Z one has

φion
1 (E,Eγ) = φion

2 (E,Eγ) = 4(Z2 + Z)

{
log

[
2E

me c2

(
E − Eγ
Eγ

)]
− 1

2

}
, (4.7)

and thus the energy losses in this regime (‘weak shielding’) read

bion
brem =

3

2π
c αem σT ni Z(Z + 1)

(
log

(
2
E

me

)
− 1

3

)
E . (4.8)

On the other hand, for atomic neutral matter the scattering functions have a more
complicated dependence, which is usually parameterized in terms of the quantity ∆ =
Eγme/ (4αemE(E − Eγ)). For the relativistic regime we are interested in, since E & 1
MeV always, one basically cares for the limit ∆→ 0 for which these functions are constant
and take the following numerical values:

φH
1 (∆ = 0) ≡ φH

1,ss = 45.79,

φH
2 (∆ = 0) ≡ φH

2,ss = 44.46,

φHe
1 (∆ = 0) ≡ φHe

1,ss = 134.60,

φHe
2 (∆ = 0) ≡ φHe

2,ss = 131.40,

φH2

(1,2)(∆ = 0) ' 2φH
(1,2),ss.

(4.9)
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The subscript ss in this notation refers to the fact that this regime is usually called
‘strong-shielding’ because the atomic nucleus is screened by the bound electrons and the
impinging e± have to force the shield. In this limit the energy losses read

bneut
brem =

3

8π
c αem σT ni

(
4

3
φi1,ss −

1

3
φi2,ss

)
E . (4.10)

The total energy losses for bremsstrahlung will therefore be given by the sum of equa-
tion 4.8 and equation 4.10 with, respectively, the densities of ionized and neutral gas
species. In both cases, at leading order, energy losses are linearly dependent on E. A
further logarithmic dependence arises for scattering in ionized medium, while a small ad-
ditional energy dependence is also found in neutral medium if one accounts for the effect
of finite ∆.

• Energy losses by Inverse Compton Scattering are described, in exact form, by

bICS =

3c σT

∫ ∞
0

dε ε

∫ 1

1/4γ2

dq n(ε)
(4γ2 − Γε)q − 1

(1 + Γεq)3

[
2q ln q + q + 1− 2q2 +

1

2

(Γεq)
2

1 + Γεq
(1− q)

]
,

(4.11)

where n(ε, r, z) is the number density (per unit volume and unit energy) of photons of the
ISRF, with energy ε, γ = E/me is the relativistic factor of the electrons and positrons
and Γε = 4εγ/me.

In the Thomson limit (valid for low electron energies), they reduce to the particularly
compact expression

bICS =
4 c σT

3m2
e

E2

∫ ∞
0

dε ε n(ε, r, z) [Thomson limit], (4.12)

which makes the energy density in the photon bath uISRF =
∫
dε ε n(ε, r, z) apparent.

The ICS energy losses are proportional to E2 (as evident in the Thomson expression, but
also in equation 4.11 noting that 4γ2q is the dominant piece at the numerator) for small
E. For large E, the dependence softens.

• Energy losses by synchrotron emission are described by

bsyn =
4 c σT

3m2
e

E2 B
2

8π
(4.13)

where B is the strength of the magnetic field. This formula is in close analogy to the
one for ICS losses: the integral term in equation 4.12 and the B2 term in equation 4.13
correspond to the energy density in the photon bath and in the magnetic field respectively.
In particular, synchrotron energy losses are also proportional to E2.

In figure 4.3, left panel, we plot the different energy losses discussed above, at the location
of the Earth. The different dependences on the e± energy are clearly shown. Hence, the
dominant process in the different energy ranges are, in order, ionization (including Coulomb),
bremsstrahlung, ICS and synchrotron. In figure 4.2, we plot the total energy loss function in
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Figure 4.2: Energy loss function for electrons and positrons in the Milky Way. Left panel:
in the galactic disk (z = 0), at several locations along the radial coordinate r. Right panel: above (or
below) the location of the Earth along the coordinate z. Here the magnetic field model MF1 has been
fixed for definiteness. The circled dot identifies the constant value sometimes adopted. The dotted
colored lines are the same function before the improvements listed in section 4.3.1. This figure replaces
the analogous one (figitgure 5) of [9].

several locations in the galactic plane (left panel) and at several galactic altitudes at the location
of the Earth (right panel). We compare it with the previous version of the same function not
including the improvements listed at the beginning of this section (dashed colored lines). The
main modification is apparent at low energies and it is due to the inclusion of bremsstrahlung,
ionization and Coulomb losses. Being related to the presence of gas, it disappears at the
locations outside of the galactic disk.

The modifications due to the use of the new ISRF is minimal and mostly concentrated at low
energies, so it is hidden by the dominant bremsstrahlung, ionization and Coulomb losses in most
cases except well outside of the plane where the absence of gas makes it indeed visible (see the
slight difference between the solid and dashed purple lines corresponding to z = 15 kpc in the
right panel). While in figure 4.3 left and in figure 4.2 we have chosen the MF1 for definiteness, in
figure 4.3 right we explore the impact of changing the magnetic field model. Not surprisingly,
in (r, z) = (3, 0) kpc the synchrotron energy losses are larger than at (r, z) = (8.33, 1) kpc,
and the ordering reflects the intensity of the magnetic field in the corresponding model (see
figure 4.1).
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Figure 4.3: Left panel: the different processes contributing to the energy loss function, at the
location of the Earth. Right panel: the dependence of the energy loss coefficient function on the
choice of magnetic field model, in two locations.

4.3.2 Revised halo functions for e± in the Galaxy

Now, we employ this improved energy loss function to compute the halo functions for electrons
and positrons in the Galaxy. We recall that the number density f(E, r, z) of electrons or
positrons at the position (r, z) per unit energy E is obtained solving the steady-state diffusion-
loss differential equation 2.66, in which we can neglect convection and second-order Fermi
acceleration, since we are dealing with e±,

−K0

(
E

GeV

)δ
∇2f − ∂

∂E

(
b(E, r, z) f

)
= Q(E, r, z). (4.14)

The first term is expressed in terms of the diffusion parameters described in section 2.4.4. As
for antiprotons from DM (see section 3.3.1), the source term Q reads

Q =


1

2

(
ρ

MDM

)2∑
f

〈σv〉f
dN f

e±

dE
(annihilation)(

ρ

MDM

)∑
f

Γf
dN f

e±

dE
(decay)

. (4.15)

The function dNe±/dE is the electrons or positron spectrum from DM annihilations in a given
final state channel f .

The solution for f , or rather for the energy spectrum of electrons or positrons dΦe±/dE, can
be cast [9] in terms of a convolution of the injection spectrum dNe±/dE with the generalized
halo functions I(E,Es, r, z), which are essentially the Green’s functions from a source energy
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Figure 4.4: Generalized halo functions for electrons or positrons, for several different
values of the injection energy Es (color coded). This figure replaces the analogous one (figure
6) of [9]. 127
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Figure 4.5: Fluxes of electrons or positrons, after propagation, for the case of annihilations
(top row) and decay (bottom row), shown at two different locations.

Es to the energy E:

dΦe±

dE
(E, r, z) ≡ c

4π
f(E, r, z) =

=
c

4π b(E, r, z)


1

2

(
ρ

MDM

)2∑
f

〈σv〉f
∫ MDM

E

dEs
dN f

e±

dE
(Es) · I(E,Es, r, z) (annihilation)(

ρ

MDM

)∑
f

Γf

∫ MDM

E

dEs
dNe±

dE
(Es) · I(E,Es, r, z) (decay)

(4.16)
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The halo functions I, which replace those in [9], are available on the website [285], in the
format ElectronHaloFunctGalaxyAnn[halo,propag,MF][log10x,log10Es,r,z] (and analo-
gously ElectronHaloFunctGalaxyDec for decay) where x = E/Es. These functions, particu-
larized at the location of the Earth, are plotted in figure 4.4 for reference. Comparing with the
equivalent functions presented in [9], the main difference consists in the evident rise towards
small values of the electron energy fraction x,2 which is the direct consequence of the addi-
tional, low-energy losses. For small injection energies (warmer colors), the rise occurs ‘early’
while moving towards small x, consistently with the fact that the new losses are already rele-
vant. For large injection energies (cold colors) the rise occurs at small x when E ∼ 10 GeV (the
regime at which the new losses set in). For MIN the rise does not happen for large injection
energy, as e± are not efficiently confined on the characteristic scale of the energy losses. At a
location closer to the Galactic Center (not plotted), where energy losses are more relevant, the
rise is present.

In figure 4.5 we show the electron spectra, for a few cases. These are in direct correspondence
with the left panels of figure 13 of [9]. The differences amount to a factor of a few, up to almost
one order of magnitude, especially at low energies (where indeed the new losses are effective).
In the right panels of figure 4.5 we show the spectra computed in a location closer to the GC.
It is curious to note that, in this case, the fluxes do not follow the intuitive normalization
ordering MIN → MED → MAX; in fact, MAX yields the most suppressed flux. This is
just a consequence of the relative importance of the various propagation parameters which is
different in the Earth’s local neighborhood with respect to that location. Indeed, MIN, MED
and MAX are determined as the sets that minimize/maximize the fluxes at Earth.

4.3.3 Synchrotron halo functions

In this subsection we want to obtain the generalized halo functions for synchrotron emission.
We first review the basics of synchrotron emission and then come to the definition of the
functions we need.

The synchrotron power (in erg s−1 Hz−1) emitted in a certain frequency ν by an isotropic
distribution of relativistic electrons with energy E in a uniform magnetic field is

Psyn(ν, E, α) =
√

3
e3B sinα

me c2
F (x) (4.17)

with

x = ν/ν ′c, ν ′c =
1

2
νc sinα, νc =

3

2π

e

mec
Bγ2.

Here B is the strength of the magnetic field, α the angle between the line of sight and the
magnetic field direction and γ = E/me the Lorentz factor of the electron or positron. The
synchrotron kernel F (x) is

F (x) = x

∫ ∞
x

K5/3(x′)dx′

where Kn is the modified Bessel function of the second kind of order n. In presence of a
randomly oriented magnetic field, which is the case of our interest, the synchrotron power has

2The functions are defined down to the value of x corresponding to E = 1 MeV, to avoid the regime of highly
non-relativistic electrons.
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to be averaged over the pitch angle µ:

Psyn(ν, E) =
1

2

∫ π

0

dµ sin(µ)Psyn(ν, E, µ) (4.18)

For relativistic electrons (γ ≥ 2) this corresponds to [?]:

Psyn(ν, E) = 2
√

3
e3B

mec2
y2

[
K4/3(y)K1/3(y)− 3

5
y
(
K4/3(y)2 −K1/3(y)2

)]
(4.19)

with y = ν/νc. Integrating this quantity over ν yields the total power emitted by an electron
of energy E in all frequencies, i.e. equation 4.13.

Next, the synchrotron emissivity has to be computed convolving the synchrotron power in
equation 4.19 with the number density of electrons per unit energy f(E, r, z) (in cm−3 GeV−1)
discussed in section 4.3.2

jsyn(ν, r, z) = 2

∫ MDM(/2)

me

dE Psyn(ν, E) f(E, r, z) (4.20)

where the minimal and maximal energies of the emitting electrons are determined by the
electron mass and the mass of the DM particle. The ‘/2’ notation applies to the decay case.
The overall factor 2 takes into account that, besides the electrons, an equal population of
positrons radiates.

Finally, the observable in which we are interested is the intensity I of the synchrotron
emission (in erg cm−2 s−1 Hz−1 sr−1) from a certain direction of observation. This is obtained
by integrating the emissivity of equation 4.20 along the line-of-sight. Schematically:

I(ν, b, `) =

∫
l.o.s.

ds
jsyn(ν, r, z)

4π
(4.21)

where it is intended that a point in (r, z) is identified by the the parameter s along the line
of observation individuated by the galactic latitude b and longitude `: r(s, `, b), z(s, `, b).
Recollecting equation 4.21 and equation 4.16, the synchrotron intensity I at a given frequency
ν and for given galactic coordinates (b, `) can be cast as:

I(ν, `, b) =
r�
4π


1

2

(
ρ�
MDM

)2 ∫ MDM

me

dEs
∑
f

〈σv〉f
dN f

e±

dE
(Es) Isyn(Es, ν, `, b) (annihilation)(

ρ�
MDM

)∫ MDM/2

me

dEs
∑
f

Γf
dN f

e±

dE
(Es) Isyn(Es, ν, `, b) (decay)

(4.22)
with the generalized synchrotron halo function Isyn(ν, Es, `, b) defined as

Isyn(Es, ν, `, b) =

∫
l.o.s.

ds

r�

(
ρ(r, z)

ρ�

)η
2

∫ Es

me

dE
Psyn(ν, E)

b(E, r, z)
I(E,Es, r, z), (4.23)

where η = 1, 2 for the decay or annihilation cases respectively and again implicitly r(s, `, b),
z(s, `, b). The units of Isyn are erg/Hz. The synchrotron halo functions Isyn are available
on the website [285], in the format ISynAnnI[halo,propag,MF][log10Es,log10ν,`,b] (and
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Figure 4.6: Generalized synchrotron halo functions, for the DM annihilation case. The upper
9 panels correspond to an NFW profile, the lower 9 to Burkert; the columns correspond to a fixed
propagation model, the rows to a fixed magnetic field model.
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Figure 4.7: Generalized synchrotron halo functions, for the DM decay case.
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Figure 4.8: Synchrotron signal (temperature) at 45 MHz, plotted against the galactic latitude,
for several choices of DM profile and propagation scheme.

analogously ISynDecI for decay). They are also plotted, for reference, in figure 4.6 for the
annihilation case and in figure 4.7 for the decay case.

The last step needed in order to make contact with actual radio surveys consists in expressing
the synchrotron signal in terms of brightness temperature T (ν) (in K) which is defined as:

T (ν) =
c2 I(ν)

2 ν2 kB
(4.24)

with kB the Boltzmann constant. In figure 4.8, we plot such quantity for a few different choices
of profiles and propagation parameters. Although a comparison with previous results (e.g.
in [250] and [255]) is not possible in full details, we have checked that, removing our additional
refinements, we recover those previous results in most cases 3.

4.3.4 Bremsstrahlung halo functions

In this subsection, in turn, we want to obtain the generalized halo functions for bremsstrahlung
emission. The computation follows quite closely the one for synchrotron in the previous sub-
section, using also the formalism for bremsstrahlung spelled out in section 4.3.1. We summarize
here the main ingredients for completeness.

In close analogy with equation 4.22, the bremsstrahlung differential flux (in GeV−1cm−2s−1sr−1)

3We cannot however fully reproduce the dependence on the choice of profile in [255]: we find that the
synchrotron signal is independent on the choice of profile at large latitudes (as we expect from the self-similarity
of such profiles at large radii) while their plot show a sizable residual difference.
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Figure 4.9: Generalized bremsstrahlung halo functions, for the DM annihilation case. Anal-
ogously to fig. 4.6, the upper 9 panels correspond to an NFW profile, the lower 9 to Burkert; the
columns correspond to a fixed propagation model, the rows to a fixed magnetic field model.
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Figure 4.10: Generalized bremsstrahlung halo functions, for the DM decay case.
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Figure 4.11: Bremsstrahlung γ-ray fluxes for the case of annihilations (top row) and decay
(bottom row), shown for two different channels.

reads:
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=
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(4.25)
where now (in analogy with equation 4.23) the generalized halo function for bremsstrahlung
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Ibrem (Es, Eγ, `, b), which has units of GeV, is defined as

Ibrem(Es, Eγ, `, b) = 2Eγ

∫
l.o.s.

ds

r�

(
ρ(r, z)

ρ�

)η∫ Es

me

dE
Pbrem(Eγ, E, r(s, θ))

b(E, r(s, θ))
I(E,Es, r, z). (4.26)

The bremsstrahlung power consists in

Pbrem(Eγ, E, ~x) = cEγ
∑
i

ni(~x)
dσi(Eγ, E)

dEγ
(4.27)

where ni are the number densities of the gas species and the bremsstrahlung cross-section
was given in equation (4.6). The bremsstrahlung halo functions Ibrem are again available on
the website [285], in the format IBremAnnI[halo,propag,MF][log10Es,log10Eγ,`,b] (and
analogously IBremDecI for decay). They are plotted in figures 4.9 and 4.10 (annihilation and
decay cases), for reference.

In figure 4.11 we plot the resulting bremsstrahlung line-of-sight γ-ray fluxes, for a few cases.
The agreement with previous calculations (notably [260]) has been verified. We also cross
checked with fully numerical computations done using GammaSky [167, 288]. While the spectral
shape is in very good agreement, we find a difference in overall normalization of the fluxes along
lines of sight passing close to the Galactic Center. This is due to the fact that GammaSky, like
GalProp, corrects the bremsstrahlung emissivities by adjusting the normalization of the gas
densities in each galactocentric ring, in particular close to the GC (see [289], and [260] for a
short discussion). We decide to instead use consistently the same maps for energy losses and
bremsstrahlung emission.

4.4 Summary

In summary, we have here focussed on the secondary radiations from electrons and positrons and
presented several upgraded and new results. The upgradings concern: i) an improved energy
loss function which fully includes low energy losses (Coulomb, ionization and bremsstrahlung)
and ii) the revised halo functions for electrons and positrons. The new results consist in: iii)
the synchrotron halo functions (section ; iv) the bremsstrahlung halo functions. All the results
are provided in numerical form on the Pppc4dmid website [285].

These state-of-the-art tools allow to compute the secondary radiation signal (synchrotron,
bremsstrahlung and Inverse Compton) from any arbitrary DM weak-scale model and will be
precious and hopefully instrumental in the current era of precision DM indirect searches.
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Chapter 5

The Galactic Center excess: charged
particles at their best

5.1 Introduction

We now present a concrete application of the multi-messenger approach of charged CR, using
antiprotons presented in chapter 3 as well as secondary emissions from electrons and position
investigated in chapter 4.

Due to the very high density of DM particles that is predicted in the inner part of the Galaxy,
the GC region is expected to be one of the brightest sources of radiation coming from DM
annihilation or decay. For this reason, the very accurate gamma-ray maps and spectra provided
by the Fermi-LAT collaboration have been investigated in detail by the DM community, in
order to find some hint of an excess with respect to the expected emission from astrophysical
processes. The complexity of the region and the abundance of sources make however the task
of separating the emission by DM annihilation/decay from backgrounds extremely challenging.
In spite of that, several authors have reported since 2009 the detection of a gamma-ray signal
from the inner few degrees around the GC [290, 261]. Its spectrum and morphology are claimed
to be compatible with those expected from annihilating DM particles: to fix the ideas, we recall
the results of the most recent analysis [262], which confirms the presence of this excess at an
incredibly high level of significance (if taken at face value) and finds this signal to be best fit by
31-40 GeV DM particles distributed according to a (contracted) NFW profile and annihilating
into bb̄ with 〈σv〉 = 1.4 ÷ 2 × 10−26 cm3/s. These results have understandably spurred an
intense model building activity from the community [291], possibly because the main features
of this potential signal are very close to widespread expectations (GC origin, close-to-thermal
annihilation cross-section, ‘conventional’ mass and annihilation channel, matching to one of
the most popular DM distribution profiles...). Some models may also provide an interesting
connection with other recent astroparticle anomalies such as the Dama/Libra and Integral
signals [292]. In the light of these points, it is interesting and timely to assess the robustness
of the DM claims against associated constraints, as we set out to do.

Two important cautionary remarks are in order. Firstly, one should not forget that, in
very general terms, the identification of an ‘excess’ strongly relies on the capability of carefully
assessing the background over which the excess is supposed to emerge. As we already implicitly
suggested above, the claim under scrutiny constitutes no exception, quite the contrary. The
extraction of the residuals strongly relies on the modeling of the diffuse gamma-ray background
(in particular the one publicly made available by the Fermi collaboration) as well as on ad-
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ditional modeling of astrophysical emissions, e.g. from Fermi bubbles, isotropic component,
unresolved point sources, molecular gas... While this is probably the best that can be done, it
is not guaranteed to be (and in general is not expected to be) the optimal strategy.

Secondly, one should not forget that there might be alternative astrophysical explanations
for the excess. A population of milli-second pulsars has been extensively discussed since the
beginning [293], as well as the possibility of a spectral break in the emission of the central
Black Hole [294]. More recently, the possibility has been suggested that isolated injections of
charged particles (electrons [295] or protons [296]) sometime in the past, possibly connected
with the activity of the central Black Hole, can produce secondary radiation able to account
for the anomalous signal. While reproducing with these models all the details of the observed
emission might be not easy, they represent plausible and useful counterexamples to the DM
interpretation.

Keeping these points in mind, we wish to insist on the tantalizing DM hypothesis and we
wish to explore ways to confirm or disprove the result within the DM framework. To this pur-
pose, it is useful to follow a multi-messenger approach. In particular, given the alleged hadronic
origin of the signal, it is very useful to analyze the antiproton channel to put constraints on the
DM interpretation of such excess. The antiprotons are a precious cross check in this context
for several reasons: first of all, as we have seen in chapter 3, in most non-leptophilic WIMP
scenarios, the ratio between the exotic signal and the astrophysical background is noticeably
large in this channel; moreover, the astrophysical background is known with a considerable level
of precision: it depends on the proton flux and, apart from an unavoidable uncertainty on the
production cross-section, it is not highly affected by the choice of a diffusion setup among those
allowed by light nuclei ratios and other observables. On the other hand, the signal coming from
a light DM particle is expected to lie in an energy range where the effect of solar modulation
is very important, making the task of identifying an extra signal much more complicated.

Very recently, [232] performed an analysis of antiprotons constraints which partially overlaps
with our scope. We will compare in detail our respective results later on; now we can antici-
pate that we adopt a different strategy concerning solar modulation, we use different tools (in
particular we adopt numerical packages such as DRAGON and GammaSky), and, overall, we find
less stringent and more conservative bounds.

Another key issue in the analysis of the GC residuals is the role of the secondary gamma
radiation (via Bremsstrahlung and Inverse Compton processes, respectively on the Galactic
gas and ambient light) emitted from the particles originating from DM annihilation. Already
in [260] it was pointed out that, for the ranges of energies under discussion and for the gas-
rich regions close to the GC, Bremsstrahlung is the dominant process of energy loss for the
electrons and positrons produced by DM annihilation, resulting in an important contribution
to the gamma ray emission. Reference [263] has analyzed the issue in further detail, showing
that leptonic channels can actually provide a better fit of the GC excess when the secondary
emissions are included. However, that study still implements an approximated framework for
energy losses. In the analysis of [261] and [262], the impact of Bremsstrahlung is discussed too,
although only at the level of an estimate. Here we go one step further: we employ DRAGON [159]
and GammaSky [167, 288] in order to compute realistic and accurate gamma-ray spectra including
all secondary radiations for annihilations into a couple of exemplar leptonic channels. We then
compare the spectra with data, as extracted from [262] and determine the best fit regions. This
is not intended as a fully thorough analysis (in particular because the data are extracted using
templates that do not account for secondary emissions), but it provides a useful example of
how important a proper calculation of the full DM gamma-ray emission can be. Moreover, in
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the light of the antiprotons constraints disfavoring the hadronic channels, it will be important
to assess the viability of the alternative leptonic channels.

5.2 Dark Matter and Cosmic Rays: setups and tools

In this section we briefly present the basic ingredients that we will need for the subsequent
computations, both in terms of physics assumptions and in terms of technical tools.

5.2.1 DM Galactic distribution and DM gamma-ray flux

As we have seen in section 1.1.3, the DM distribution ρ in the Galaxy is unknown and is
actually source of significant uncertainty. In this specific case, however, it is claimed that the
morphology of the GC excess signal allows to determine ρ quite precisely. The best choice,
which we also adopt, appears to be a generalized Navarro-Frenk-White profile (gNFW) [4]
defined as

ρgNFW(r) = ρ�

(
r

r�

)−γ [
1 + (r/Rs)

α

1 + (r�/Rs)α

]− (β−γ)
α

, (5.1)

with ρ� = 0.3 GeV/cm3, r� = 8.5 kpc, Rs = 20 kpc, α = 1, β = 3. The parameter γ controls
the inner slope of the profile. For the standard NFW profile one has γ = 1.0, as described in
section 1.1.3. The GC excess is better fit by a profile with γ = 1.20 or 1.26 [262], corresponding
to an inner portion steeper than the standard one (i.e. ‘contracted’), and therefore we will use
these two values in the following.

The prompt gamma-ray differential flux from DM annihilation from a given angular direction
dΩ is given by

dΦ

dEγdΩ
=
r�
8π

(
ρ�
MDM

)2

J
∑
f

〈σv〉f
dN f

γ

dEγ
, (5.2)

with the J-factor

J ≡
∫

l.o.s.

ds

r�

[
ρgNFW(r(s, θ))

ρ�

]2

, (5.3)

and r(s, θ) = (s2 + r2
� − 2sr� cos θ)1/2, θ being the aperture angle between the direction of the

line of sight and the axis connecting the Earth to the GC. We take the input spectra dN f
γ /dEγ

for a final state f (for instance bb̄) from the PPPC4DMID [9]. They include ElectroWeak radiations
and other refinements with respect to previous computations, although these are mostly not
relevant in our case as we are interested in the low DM mass case.

DM also emits secondary gamma-rays, as presented in chapter 4. In practice, we compute
here the IC and Brem γ-ray fluxes using GammaSky. This numerical package is interfaced to
DRAGON and computes the line of sight integral of the the gamma-ray, synchrotron and neutrino
emissions originating from the interactions of the CRs (output by DRAGON) with the interstellar
gas, the magnetic field and the diffuse radiation field (from microwaves to UV). Some realistic
magnetic field distributions (as described in [167, 288]), gas and interstellar radiation field
(ISRF) models are implemented. In particular, the gas and ISRF we use here are the same as
in the latest public version of GalProp [158]. One should recall that the gas distributions have
large uncertainties and are known to map only approximatively the regions close to the GC
(see e.g. the discussion in [260]), although in practice this will have a limited impact on our
work as we consider areas far enough from the GC.
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The code will be published soon; some results obtained with this tool can be found in [167,
288]. For this work we have also cross checked the output of the code, for specific cases, against
the semi-analytic calculations mentioned above, finding a very good agreement.

5.2.2 Charged cosmic rays propagation

For propagating charged CR in the Galaxy (electrons, positrons, protons and antiprotons), we
use DRAGON [159]. The code can perform computations in 2D, 3D isotropic and 3D anisotropic
mode; since the impact of three-dimensional structures in the Galaxy is not relevant for the
antiproton channel in which we will be mainly interested, we will work in 2D mode. Again, we
use the propagation equation 2.66, but this time with the parameters described in table 2.2.
The uncertainty on the diffusion parameters produce a modest spread in predictions for the
antiproton flux coming from p-p and p-He collisions, while the impact on the flux coming from
DM annihilations is much larger.

As pointed out e.g. in [171] (among others), the most relevant uncertainty for this kind
of analysis is the thickness of the diffusion zone zt: a thinner halo corresponds to a much
lower signal for the antiprotons coming from DM annihilation, hence one anticipates that the
constraints obtained using this setup will be much weaker. In order to investigate more carefully
different choices for the thickness of the diffusion zone, we define two more THN-type models
with, respectively, zt = 2, 3 kpc.

γ φpF [GV] χ2
min/dof (p in [221])

KRA 2.35 0.650 0.462
KOL 1.78/2.45 0.335 0.761
CON 1.62/2.35 0.282 1.602
THK 2.35 0.687 0.516
THN 2.35 0.704 0.639
THN2 2.35 0.626 0.343
THN3 2.35 0.623 0.339

Table 5.1: Additional parameters needed for the DM signal: best-fit values of the
inner slope of the halo profile the solar modulation potential for protons φpF obtained against
the proton data in [221] for the 5 standard profiles of [171] as well as of the modified ‘thin’
setups that we will use in the following.

In order to model the solar modulation effects on charged particles, we continue to use
the force-field approximation, presented in equation 2.82. For each propagation setup we fit
the solar modulation potential φpF against the PAMELA proton data in [221] (we report
the resulting values in the table 5.1). We show the result of this analysis in figure 5.1. Since
the modulation process – due to relevant drift effects – depends on the charge of the particle
(including its sign), we will adopt several strategies for the antiproton Fisk potential discussed
in section 5.4.
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Figure 5.1: Cosmic-ray proton (left panel) and antiproton (right panel) flux measured
by the PAMELA experiment. We superimpose to the experimental data – taken, respectively,
from ref. [221] and ref. [297] – the background estimations obtained using the five propagation
models defined in table 2.2. Fitting the proton data we determine the best solar modulation
potential φpF for each setup (we give the corresponding values in table 5.1). For the purpose of
this figure we modulate the p̄ flux with the same value.

5.3 Fits of the gamma-rays from DM annihilation in the

GC

We focus on two benchmark cases: 100% DM annihilation into bb̄ final state and annihilation
into leptons in some specific mixtures of flavors as indicated in table 5.2. The latter ones are
chosen since, as we will see, they are very close to producing the best fit to the data with which
we will be comparing. But since such data depend on the details of the analysis and might
change as more refined background subtractions are developed, they can just be considered as
typical examples for a leptonic channel.

Following the results of [262], we analyze two different sets of residual data describing
the gamma-ray emission associated with DM. In the ‘Galactic Center’ analysis the region of
interest is defined as the region |b| < 5◦, |l| < 5◦, while the ‘Inner Galaxy’ analysis is based on
a full-sky fit (masking 1◦ in latitude around the galactic plane). In the first setup the best-fit
value for the slope of the gNFW profile in equation 5.1 turns out to be γ = 1.2, while the
second approach seems to prefer a slightly larger value, γ = 1.26. In both cases we compute –
using the corresponding values of γ – the differential flux from DM annihilation considering one
specific l.o.s. with θ = 5◦ and compare with the data presented in [262], which are normalized
under this assumption [298].

A comment concerning the morphology of the different emissions is now in order. The
prompt gamma-ray flux is of course spherically symmetric. For the secondary emissions, in
order to have a better insight on their morphology we plot in figure 5.2 –considering the DM
annihilation into leptons, where the impact of this kind of emission is larger– the Brems and
IC emission as a function of the Galactic latitude (upper-left panel, averaging on |l| 6 5◦)
and longitude (upper-right panel, averaging on |b| 6 5◦) for two representative values of the
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Figure 5.2: Upper panels: latitude- and longitude-dependence of Brems and IC emissions
from DM annihilation into leptons with 〈σv〉 = 3 × 10−26 cm3 s−1 and branching ratios as
given in table 5.2. We show secondary emissions for Eγ = 3 GeV (thicker lines) and Eγ = 0.5
GeV (thinner lines). Lower panels: representative sky maps for Brems (left) and IC (right)
emission, for the same choices of parameters.

energy, Eγ = 0.5 GeV (thinner lines) and Eγ = 3 GeV (thicker lines). For completeness, we
also show in the lower panel of figure 5.2 the corresponding sky maps for Eγ = 3 GeV. This
allows to see that, while the IC emission is to a good approximation spherically symmetric too,
the Brems emission, which is correlated with the gas density in the Galactic Plane, is far from
being so, not surprisingly. In order to meaningfully compare with the data in [262], derived
under the assumption of spherical symmetry, we take the averaged value of the differential flux
in a Galactocentric disk with θ ∈ [4.8◦, 5.2◦]. A more accurate treatment, which is however out
of the scope of our current analysis, would consist in extracting the data by including secondary
emission, especially Brems, in the DM template used to fit the residual.

We show the impact of secondary emissions in figure 5.3 for bb̄ final state (upper panels),
and annihilation into one of the leptonic channels (lower panels). We consider, in each case, two
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Figure 5.3: Gamma-ray spectrum from DM annihilation in the GC We consider
100% DM annihilation into bb̄ final state (upper panels) and DM annihilation into leptons with
branching ratios as given in table 5.2 (lower panels). We separately show prompt, IC and Brems
emissions for four different representative values of the DM mass. We assume a gNFW profile
with γ = 1.2, and we take 〈σv〉 = 3× 10−26 cm3 s−1. Thicker (thinner) lines correspond to the
KOL (THN) propagation model.

different values for the DM mass, and we explore two different propagation setups, namely the
KOL (thicker lines) and the THN (thinner lines) models. One sees that, as expected, secondary
emissions are relevant for the leptonic channel already at an energy corresponding to a fraction
of the DM mass. For the bb̄ channel, instead, secondary emissions affect more marginally the
spectrum and at smaller energies.
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Figure 5.4: χ-square fit of the GC excess We include secondary emissions from DM annihi-
lation, and we show the 1-σ and 3-σ confidence regions corresponding to 100% DM annihilation
into bb̄ (left panels) and DM annihilation into leptons (right panels). In the inset plot, we com-
pare the best-fit gamma-ray spectrum with the residual data; for illustrative purposes, the
shaded region represents the 3-σ band obtained by varying the annihilation cross-section in the
corresponding confidence interval (but keeping MDM fixed to the best-fit value). As far as the
bb̄ final state is concerned, secondary emissions do not play a significant role. Considering DM
annihilation into leptons, on the contrary, the inclusion of secondary emissions can significantly
improve the goodness of the fit; for comparison, in the inset plots the dashed lines represent
the best-fit spectra obtained considering only the prompt emission.

In figure 5.4, we show the results of our fits to GC excess including secondary emissions
from DM annihilation, and table 5.2 reports the results of our χ-square analysis. We fit the

145



Analysis Final State Setup MDM [GeV] 〈σv〉 [cm3 s−1] χ2
min/dof

‘Gal Center’, γ = 1.2
bb̄ KOL 35.53 2.14× 10−26 12.1

leptonic mix (?) KOL 9.4 1.06× 10−26 6.3

‘Inner Gal’, γ = 1.26
bb̄ KRA 37.8 2.10× 10−26 1.44

τ+τ− KRA 8 6.96× 10−27 3.4

(?) leptonic mix = 20% e+e− + 20% µ+µ− + 60% τ+τ−

Table 5.2: Results of the χ-square analysis for the fit of the GC excess.

‘Galactic Center’ data found in ref. [262] (fig. 7 of ref. [262], left panel) and the ‘Inner Galaxy’
data (figure 5 in ref. [262], right panel). Concerning the ‘Galactic Center’ analysis, we see that
our exemplar leptonic channel with 60% τ+τ−, 20% µ+µ− and 20% e+e− provides a better fit
to the data (upper right panel of figure 5.4), mainly thanks to the low energy tail provided by
secondary emissions. This is consistent with the findings of [263] and their results are therefore
confirmed by our more accurate (in terms of energy losses and computation of the emissions)
analysis. On the other hand, the shape of the spectrum of the ‘Inner Galaxy’ analysis selects
the bb̄ channel as a better fitting possibility, although a 100% DM annihilation into τ+τ−

can also provide a decent fit (lower right panel of figure 5.4). One could also consider mixed
hadronic/leptonic channels (dubbed e.g. ‘democratic fermions’), but the qualitative conclusions
would remain the same. Changing the propagation setup would change these results only
marginally. For completeness, we anyway specify in table 5.2 the employed setup.

In summary, this part of our analysis does not want to exhaust or systematically scan all
the fitting possibilities. However it illustrates an important point: the specific conclusions
that one can draw on the nature of the DM particle responsible for the excess have a critical
dependence on (i) the method of extraction of the data and (ii) an accurate computation of
the DM gamma-ray flux (including secondary radiation). On the other hand, the choice of the
propagation setup for electrons and positrons at the origin of the secondary emissions has a
small impact.

5.4 Antiproton bound on bb̄ final state

In light of the results of the previous section, it becomes crucial to investigate the DM inter-
pretation of the GC excess from a different but complementary perspective. DM annihilation
into bb̄ final state copiously produces antiprotons giving rise, in principle, to a detectable signal
on Earth. Leptonic annihilation channels, on the contrary, do not feature this property (at
least considering values of the DM mass smaller than ∼ 100 GeV where electroweak radiative
corrections – otherwise able to produce antiprotons via emission of W±, Z bosons – play no
significant role [299, 300, 208]). This means that the measurement of the antiproton flux pro-
vides a powerful way to scrutinize the hadronic interpretation of the GC excess. To achieve
this goal, however, one has to rely on a careful understanding of the astrophysics involved.

Let us summarize the main points of our approach used already in section 3.4.2. First,
following the discussion outlined in section 5.2.2, we compute the astrophysical antiproton
flux originated from p-p and p-He collisions, for each one of the propagation setups defined in
table 5.1. Second, we compute the antiproton flux from DM annihilations assuming 100% an-
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Figure 5.5: Antiproton flux from DM annihilation into bb̄ final state with MDM = 35 GeV
and 〈σv〉 = 3× 10−26 cm3 s−1. We show the flux at the location of the Earth, after propagation
in the Galaxy. We use the gNFW profile with γ = 1.26. In the left panel we use the five
benchmark propagation models defined in table 2.2. In the right panel we explore alternative
choices for the scale height zt that defines the THN model (THN2, dashed; THN3, dotted, see
table 5.1).

nihilation into bb̄ final state, and we propagate it according to the same setup (we plot example
fluxes in figure 5.5). We assume a gNFW density profile with γ = 1.26 (see equation 5.1). We
then constrain this additional DM contribution using the PAMELA data 1. Since we start from
a best fit of the antiproton flux, the constraints are not the most conservative that one can get
(more conservative upper limits on DM models may come making no assumption at all about
the background astrophysical fluxes) but turn out to be very realistic. Using the antiproton
data in reference [297], we extract a 3-σ exclusion contour2 in the plane (MDM, 〈σv〉).

One crucial ingredient in this kind of analysis is the impact of solar modulation on the
total antiproton flux, parametrized by the Fisk potential φp̄F . Here, we aim to give an accurate
discussion of this delicate issue, and we explore three different approaches, motivated by the
dedicated analysis presented in section 2.5.2:

A. We fix the solar modulation potential φp̄F to the value obtained from the fit of the proton
data (see table 5.1); we show the corresponding result in the top panels of figure 5.6.

B. We marginalize over φp̄F considering the interval φp̄F = φpF ±50%; we show the correspond-
ing result in the middle panels of figure 5.6.

C. We marginalize over a wider range of values, namely φp̄F ∈ [0.1, 1.1]; we show the corre-
sponding result in the lower panels of fig. 5.6.

Let us now further motivate these choices, and discuss in detail our results.

1This analysis was done before the presentation of p̄/p by the AMS collaboration
2In chapter 3, we were computing ∆χ2 > 4 exclusion regions
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Figure 5.6: 3-σ exclusion contours on 〈σv〉 for 100% DM annihilation into bb̄, for the
three approaches to solar modulation discussed in the text. Left panels: the five benchmark
propagation setups. Right panels: alternative choices for the scale height zt that defines the
THN setup (THN2, dashed; THN3, dotted). The gray area is the best-fit region identified in
section 5.3.
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A. Choosing φp̄F = φpF is a very constrictive assumption, and it corresponds to neglecting
completely any charge-dependent effect in the description of solar modulation, which is the
basic assumption behind the force-field approximation. The results obtained in this setup, as a
consequence, must be taken with a pinch of salt and lead to the most stringent bound one can
obtain from the antiproton data, since there is no freedom to vary the Fisk potential in order
to counterbalance – in particular at low energies – the impact of DM on the total flux.

In the top left panel of figure 5.6 all the propagation setup but THN rule out the DM
explanation of the GC excess, represented by the 1- and 3-σ confidence regions shaded in gray.
As we know, the THN model, based on a thin diffusion zone with zt = 0.5 kpc, is strongly
disfavored by recent studies on synchrotron emission, radio maps and low energy positron
spectrum. Therefore, taking into account these results, the exclusion plots shown in the upper
left part of figure 5.6 turn out to strongly disfavor the DM interpretation of the gamma-ray
excess. In order to assess more carefully the validity of this claim, we explore in the upper
right panel of figure 5.6 different choices for the halo height that defines the THN model. We
compute the antiproton bound corresponding to the THN2 (zt = 2 kpc) and THN3 (zt = 3
kpc) propagation models and we see that the DM interpretation of the GC excess is excluded
for both of them.

In summary, within this approach the DM interpretation of the excess requires unrealistically
thin (. 1 kpc) diffusive halos, which are at odds with several other measurements, and is
therefore strongly disfavored.

B. As mentioned at the beginning, however, this strong conclusion cannot be the ending point
of a careful analysis. Protons and antiprotons are likely to be subject to different modulations
under the influence of the Sun, and the requirement φp̄F = φpF will be seldom realized (see
table 2.3). For this reason, let us abandon the condition φp̄F = φpF , go beyond the initial
force-field approximation and investigate how the antiproton bound changes as soon as solar
modulation is marginalized away in the fit.

In the middle portion of fig. 5.6, we marginalize over φp̄F considering the interval φp̄F =
φpF ± 50% (we recall that φpF is fixed for each setup, values are given in table 5.1). We chose
this particular range based on the use of the dedicated analysis presented in table 2.3, using
HelioProp.

By comparing the results in the middle panels of figure 5.6 – obtained with this range
– with the upper panels, it is evident that in this case the antiproton bound becomes less
stringent. Intuitively, this happens since as soon as the DM contribution becomes large enough
to overshoot the low-energy data, it can be compensated by increasing the value of the Fisk
potential. Nevertheless, we find that also in this case the THK, KOL and KRA propagation
models as well as the THN3 model (with zt = 3 kpc) rule out the bb̄ DM interpretation of the
signal. The bounds corresponding to the CON propagation model and the THN2 model (with
zt = 2 kpc), on the contrary, are weakened to the extent that the best-fit region of the GeV
excess falls into the allowed region.

C. Finally, in the lower panels of figure 5.6 we present even more conservative bounds. Here
we choose to marginalize over φp̄F in the interval φp̄F ∈ [0.1, 1.1] GV (for all propagation setups,
irrespectively of the values for φpF they possess). This is a very generous range that most
certainly brackets even extreme variations for this parameter. One can look for instance at
[301], in which the authors reconstructed the value of the modulation potential over the period
from July 1936 through December 2009: according to that analysis, the value of the potential
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exceeded our upper limit only during a few very pronounced solar maxima around 1990, 1982
and 1959; in the current century the Fisk potential that they derive reached but never exceeded
1.05 GV. We remind once again that the Fisk potential is model dependent and the assumption
on the local interstellar spectrum has a strong impact on its value; nevertheless, since PAMELA
took data during a period of extremely low modulation, the range we adopt appears extremely
conservative anyway.

The bounds obtained under these assumptions are of course much weaker: models with large
convection or reacceleration such as CON and KOL do not exclude the DM interpretation, as
well as models with halo height lower than 3 kpc. We notice however that models with large
halo height, favored by synchrotron analyses, still rule it out.

5.5 Final comments

Very recently, the authors of [232] have also discussed the antiproton bounds. They find that the
antiproton data can be marginally consistent with the GeV excess only if the very conservative
MIN model from [218] is used (a model roughly corresponding to our THN). We differ from [232]
since: 1) we consider a comprehensive set of propagation models, including several ‘thin’ models
with different halo height, and models with high reacceleration or convection together with
others where these effects are less important; 2) we fully include the subtleties associated
to solar modulation: this turns out to be crucial since the more the Fisk potential for the
antiprotons is allowed to vary the less stringent the bounds become.

Our overall conclusions are the following: adopting the most realistic propagation models
and well motivated choices for the solar modulation potential, the hadronic (bb̄) DM interpre-
tation for the GeV excess is definitely in strong tension with the antiproton data. Nevertheless,
given that our knowledge of CR diffusion both in the Galaxy and in the heliosphere is far from
being accurate and complete, there are still conservative choices of the parameters involved
that do not result in ruling it out, namely thin halo models and large solar modulation po-
tentials. In addition, leptonic channels can provide good fits to the data (although critically
dependent on a proper computation of secondary emissions) and avoid antiproton constraints.
In any case, as we have concluded in chapter 3, more precise data, and a deeper understanding
of CR propagation and modulation, are required for antiprotons, in particular in order to test
convincingly the DM origin of this signal. While it is difficult to compare constraints obtained
using DRAGON with those computed in section 3.5.2, propagation models still allowed by the
preliminary AMS-02 p̄/p data, such as MED and MAX, increase the tension between the
DM interpretation of the excess and antiproton constraints in the most conservative case of
solar modulation. It is however difficult to predict if propagation models such as KOL and
CON still leave room for a DM signal. In the future, data from AMS-02 on other CR species
is needed in order to help pinning down new propagation setups.
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Chapter 6

Conclusion and discussion

Since the 1930’s, the evidence for the existence of Dark Matter has only been gravitational.
Other manifestations are actively searched for and a particularly promising one would consists
in detecting excess cosmic rays as a signature of Dark Matter annihilations or decays. This is
the main focus of this thesis work.

After reminding the main reasons for the need of Dark Matter in astrophysics and cosmology,
we reviewed briefly theories that contain Dark Matter candidates: particle physics models
beyond the Standard Model, such as Super Symmetry, extra dimensions or sterile neutrinos,
provide viable ones. In particular, a very popular class of candidates consists of WIMPs, massive
particles that interact weakly (in the sense of the weak interactions of Standard Model of particle
physics). Their annihilations or decays can produce fluxes of cosmic rays in the typical GeV to
TeV range of energy and that can be detected at Earth on top of the astrophysical contributions.
Focussing first on charged cosmic rays, we presented the derivation of their transport equation
in the Galaxy and described their propagation in the heliosphere. In fact, dedicated codes can
model the effects of the solar wind on the energy spectrum of cosmic rays particles, but in order
to use a more practical and simple way to account for this effect, we introduced the force-field
approximation, used extensively for our analysis of antiprotons.

In the quest for Dark Matter, it is important to exploit all possible strategies. In indirect
searches, in particular, it is important to be able to exploit the multi-messenger and multi-
wavelength nature of the possible signals. For this reason, we examined charged cosmic rays
in a model independent approach, starting with antiprotons, followed by secondary emissions
from electrons and positrons and presented an example of the interplay between charged cosmic
rays by analyzing the Galactic Center excess.

We focused on cosmic ray antiprotons in particular because they have been regarded since
long as a powerful probe for Dark Matter annihilations (or decay) in the Galaxy. Indeed,
because the physics that controls their production and propagation in the Galaxy as well as
the astrophysical background are under relatively better control than for other species, and
because experimental data in the antiproton channel are impressively accurate. The results we
have obtained have followed (and sometimes anticipated) the developments of the experimental
activity in the field. First, we used PAMELA data in a simplified approach and showed the
potential of antiprotons to constraint Dark Matter. Then, for the sake of comparing with ever
more precise data, the accuracy of the theoretical predictions had to be improved. We have
reassessed the computation of the astrophysical and Dark Matter antiproton fluxes by includ-
ing effects such as p̄ Energy Losses (including tertiary component) and Diffusive Reacceleration

151



(‘ELDR’), as well as Solar Modulation (‘SMod’). These effects are often perceived as subdom-
inant, but they can actually have an important impact, especially at low energies (hence in
particular for small Dark Matter masses, mDM . 50 GeV). We have obtained the updated as-
trophysical background fluxes, which we provide in terms of approximation functions, as well as
the Dark Matter p̄ fluxes, which we provide in the new release of Poor Particle Physicist
Cookbook Book 4 Dark Matter Indirect Detection (PPPC4DMID Release 4.0).
We have then employed these ingredients to derive improved constraints based on PAMELA
data and sensitivities for AMS-02, before applying our methods to study the preliminary p̄/p
AMS-02 data.
By carefully treating the uncertainties on the astrophysical background (slope of the primary
fluxes, production cross-sections, propagation in the Galaxy and solar modulation), we con-
cluded that the AMS-02 p̄/p can be explained by astrophysics and does not show the need for
an exotic component. The data prefer a propagation model with a mild energy dependence of
the diffusion coefficient, such as MAX while the MIN model does not provide a good fit.

In addition to antinuclei (and antiprotons in particular), leptons also constitute messengers
for Dark Matter annihilation or decay in the halo of our Galaxy. However, positrons exhibit an
excess that could be due to Dark Matter or other astrophysical sources. We turned therefore to
gamma rays and secondary emissions from electrons and positrons produced by Dark Matter
annihilation or decay. We improved the previous calculation of energy losses in the Pppc4dmid
by adding ionization and bremsstrahlung losses, as well as improved inverse Compton losses by
replacing the Interstellar Radiation Field with a more detailed model, also used in the numerical
code GalProp. In addition, for synchrotron losses, we proposed three different models for the
global magnetic field of the Galaxy, motivated by different studies. In order to work in a
coherent frame, we use the same propagation parameters (MIN, MED and MAX) and halo
profiles (NFW, Einasto, EinastoB, Isothermal, Burkert and Moore) as for other potential Dark
Matter signatures in cosmic rays. With the improved energy loss function, we then computed
the electron and positron halo functions from Dark Matter annihilation and decay, which can be
convoluted with the injection spectrum to obtain the electron and positron flux at each point in
the Galaxy. Finally, we also computed the halo functions for the secondary emissions: inverse
Compton, synchrotron and bremsstrahlung. These emissions fall at different wavelength and
should be used to crosscheck potential discoveries. All of these functions can be downloaded
from the Pppc4dmid website.

Finally, we turned towards the Galactic Center, a region known to be one of the most
promising targets for indirect Dark Matter search. Several recent works have pointed to a
gamma-ray excess in Fermi-LAT data from that region in the latest years. We have discussed
two key issues related to this presumed Dark Matter detection. The first point is the relevance of
the secondary gamma radiation emitted by particles originating from Dark Matter annihilation.
We use the numerical packages DRAGON and GammaSky in order to compute in a realistic way
this contribution and, once this emission is taken into account, we find the best fit regions
corresponding to the gamma excess in the (Dark Matter mass - cross-section) parameter space.
We conclude that the secondary emission is relevant for the leptonic channels in a wide energy
range. Hence any conclusion on the Dark Matter nature of the signal critically depends on this
contribution.

The second issue we have analyzed is the possibility of confirming or disproving the Dark
Matter nature of this excess using the antiproton channel. We find that the uncertainties on
the propagation model, and in particular on the halo height, play a major role, as expected.

152

http://www.marcocirelli.net/PPPC4DMID.html
http://www.marcocirelli.net/PPPC4DMID.html
http://www.marcocirelli.net/PPPC4DMID.html


Moreover, we have discussed in detail the role of the solar modulation. The main conclusion is
that the interpretation of the Galactic Center excess in terms of a Dark Matter annihilating into
bb̄ is in tension with antiproton bounds. The Dark Matter interpretation survives when relaxing
the assumptions on solar modulation effects and only for “extreme” propagation models, such
as with convection (CON), diffusive reaccelerating (KOL) or models with halo hight smaller
than 3 kpc (THIN).

The work reported in this thesis shows that Dark Matter indirect detection with antiprotons
has revealed itself to be a more difficult exercise than expected: with more sensitive data, the
energy spectrum starts to discriminate between propagation models. In fact, the traditional
MIN-MED-MAX schemes are based on past cosmic rays data and are not necessarily guar-
anteed to work in describing the current status. Looking for Dark Matter on top of inadequate
schemes can lead to non-robust or even wrong conclusions. Hence, one of the most crucial
issues in the field is to update the uncertainty ranges of ordinary astrophysics in view of the
more recent and precise experimental results, in order to build the Dark Matter search on a
more solid basis. For the time being, the search for Dark Matter signatures has to be pursued
with the utmost care. As illustrated in our analysis of the GC excess, astrophysical uncertain-
ties dominate our calculations leaving enough room to evade constraints. This is where the
AMS-02 experiment will play a key role in the near future: with the data on light nuclei,
radioactive elements and secondary to primary ratios, we will be able to revisit the propagation
models. In particular, the thin halo predicted by MIN or THN has already been seriously
disfavored by different studies of cosmic rays. Observations prefer halo height larger than 2− 3
kpc. This is very encouraging for Dark Matter indirect detection, since large values of L imply
a larger cosmic rays flux from Dark Matter annihilation or decay detected at Earth. In fact,
more annihilation (decay) products are trapped inside the diffusion halo.

Another important uncertainty in our calculations is solar modulation. Since AMS-02 will
be taking data for two decades, the experiment will probe two entire 11-year solar cycles, both
with A > 0 and A < 0 heliosphere magnetic field configurations. Solar modulation models will
be tested with high precision. If we include drift effects, solar modulation of antiprotons during
A > 0 cycles should behave in the same way as protons during A < 0 cycles. Thus proton data
measured today can be used in 11 years to model the solar modulation of antiprotons.

Concerning gamma-rays, the Fermi satellite is still collecting data and identifying new
point sources, as well as faint dwarf galaxies. Understanding astrophysical sources in gamma
rays is a crucial point towards building robust background models for the search of WIMP
annihilations or decays in our and neighboring Galaxies and in particular at the center of the
Milky Way.

Aiming towards deriving even more precise models and finding new clues on the nature of
Dark Matter, the future of indirect searches lies in the next generation of experiments. Differ-
ent projects have been proposed, while others are already under construction. In addition to
AMS-02 other experiments are planned to be deployed on space stations: the International
Space Station will host the experiment ISS-CREAM, designed to measure nuclei species, and
CALET, an electron telescope. On the other hand, HERD will be attached to the Chi-
nese Space Station in order to measure charged cosmic rays as well as gamma rays. Other
space-based missions include GAPS, an experiment dedicated to the search of antideuteron.
In fact, the detection of only one antideuteron would be a very strong indication for WIMP
annihilations. In gamma ray astronomy, Gamma 400, the successors of the Fermi mission
will continue to study cosmic rays, gamma ray sources and gamma ray bursts. In addition,
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the DAMPE satellite is a project devoted to Dark Matter indirect searches, measuring cosmic
rays, electrons and high energy gamma rays.
Future ground based experiments and successors of HESS, MAGIC and VERITAS consist
of CTA and HAWC. Both are Cherenkov telescopes measuring gamma rays and cosmic rays
interacting in the atmosphere. HAWC is currently under construction in Mexico on the flank
of the Sierra Negra volcano at an altitude of 4100m. CTA is a project with two arrays at two
locations: one in the norther and one in the southern hemisphere.
Finally, numerous direct detection experiments using different target masses and different de-
tection techniques are testing the WIMP scenario. In the near future, experiments will start
to be limited by the coherent scattering of neutrinos, marking the irreducible background and
the maximum sensitivity of direct detection. Finally, the LHC has been upgraded and will
push the center of mass energy up to 14 TeV, testing the Standard Model of particle physics
in unprecedented regimes, searching for new physics such as Dark Matter particles.

We are living in a very exciting time for Dark Matter searches with various detection hints,
constraining bounds and creative models explaining the potential signals while evading con-
straints. During the next decade, we should be able to confirm or exclude the WIMP paradigm.
However, the absence of an indisputable WIMP signal does not imply the nonexistence of Dark
Matter particles. In fact, WIMPs only represent a small fraction of possible Dark Matter can-
didates. Many other models and detection techniques exist in order to reveal the mystery of
the nature of Dark Matter.

We can only see a short distance ahead, but we can see plenty there that needs to be done
(Alan Turing).
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Appendix

General Relativity : definitions

For a metric gµν , the Christoffel symbols are defined as

Γµνσ =
1

2
gµλ
( gσλ
∂xν

+
gνλ
∂xσ
− gσν
∂xλ

)
, (1)

Now, we can define the Riemann curvature tensor

Rµ
νσγ =

∂Γµνγ
∂xσ

− ∂Γµνσ
∂xγ

+ ΓµασΓαγν − ΓµαγΓ
α
σν . (2)

Then, the Ricci tensor and scalar are

Rµν = Rσ
µνσ and R = Rµ

µ. (3)

The Einstein equations can then be defied from the Einstein Hilbert action

SEH = − 1

16πG

∫
dx4
√
−g(R + 2Λ), (4)

with g = det(gµν). The total action has two part, the first one due to gravity, SEH , and the
second one due to the matter content of the universe SM :

S = SEH + SM = − 1

16πG

∫
dx4
√
−g(R + 2Λ) +

1

2

∫
d4x
√
−gTµνgµν . (5)

Tµν his the energy-momentum tensor.
In a homogeneous and isotropic universe, the redshift z can be defined by

1 + z =
λ0

λe
=
a(t0)

a(te)
, (6)

λ0 is the observed wavelength, λe the wavelength at emission, and a(t0) and a(te) the scale
factors at the time of the observation and emission.

Quantum Field Theory: definitions

Free fields

If φ is a scalar field with mass m, the lagrangian is

Lsca =
1

2
∂µφ∂

µφ− 1

2
m2φ2. (7)
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Varying the action Ssac =
∫
d4x Lsca leads to the Klein-Gordon equation

∂µ∂
µφ−m2φ = 0. (8)

For a massive vector field Bµ, we define the field tensor Bµν = ∂µBν−∂νBµ and the lagrangian
is

Lvec = −1

4
BµνB

µν +
m2

2
BµB

µ (9)

and the equation of motion is
∂µBµν +m2Bν = 0. (10)

For a spinor ψ, we define the γ-matrices

γ0 =

(
0 1

1 0

)
and γi =

(
0 σi

−σi 0

)
(11)

, where σi are the Pauli matrices, and ψ̄ = ψ†γ0, where ψ† = ψ∗T . The lagrangian for a Dirac
spinor

Ldir = ψ̄ (iγµ∂µ −m)ψ, (12)

and the equation of motion is the Dirac equation

(iγµ∂µ −m)ψ = 0. (13)

The fifth γ-matrix is γ5 = iγ0γ1γ2γ3 and we can define the left- and right-chiral fields

ψL =
1− γ5

2
ψ and ψR =

1 + γ5

2
ψ. (14)

Standard model fields and interactions

In the standard model, the matter fields are fermion fields: the left-handed quark doublet Qα,
the right-handed up-type quark singlets Uα, the right-handed down-type quark singlets Dα,
the left-handed lepton doublet Lα and the right-handed charged lepton singlets Eα. There are
three generations of each field (index α = 1, 2, 3).

Since the standard model group is SU(3)c ⊗ SU(2)L ⊗ U(1)Y , the bosons sector contains:
eight gluon fields Ga, four electroweak bosons W 1,W 2,W 3, B and one complex two-component
Higgs field H = (φ+, φ0)/

√
2. For the case of the electroweak group SU(2)L ⊗ U(1)Y , the

fermion fields couple to the electroweak bosons, the derivative ∂µ is promoted t a covariant
derivative Dµ and the lagrangian becomes

LEW =
∑
ψ

ψ̄γµ(i∂µ − g′
1

2
YWBµ − g

1

2
~σ · ~Wµ)ψ, (15)

where YW is the weak hyper charge, g′ the U(1)Y coupling and g the SU(2)L coupling. The
Higgs lagrangian is

LH =
[
(∂µ − igW a

µ t
a − ig′YHBµ)H

]2
+ µ2H†H − λ(H†H)2 (16)

with ta the generators of the group, λ > 0 and µ2 > 0 which leads to spontaneous symmetry
breaking. In the unitarity, we can set φ+ = 0 and make φ0 real. The non-vanishing vacuum
expectation value of Higgs field is 〈φ0〉 = v and h the residual Higgs field.
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The electroweak massless bosons mix into one massless neutral boson γ, one massive neutral
boson Z0 and two massive charged bosons W±

Aµ = W 3
µ sin θW +Bµ cos θW ,

Zµ = W 3
µ cos θW −Bµ sin θW ,

W±
µ =

1√
2

(W 1
µ ∓ iW 2

µ), (17)

where θW is the Weinberg angle. The Higgs mechanism gives rise to masses of the W and Z

MW =
1

2
v|g| and MZ =

1

2
v
√
g2 + g′2. (18)

and fermions get mass through the Yukawa coupling Gµ in the term Gµψ̄φψ in the lagrangian
of the SM.
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