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Abstract

This thesis presents some recent results concerning galaxy evolution and cosmology,
based on the observation of galaxy clusters at optical wavelengths. We first introduce the
main properties of galaxy clusters (Sect. 1.1) and how they can be used for cosmology
within the standard cosmological model (Sect. 1.2). A large fraction of the presented
results comes from the study of the DAFT/FADA galaxy cluster survey at redshifts
0.4 < 2 < 0.9 (Sect. 1.3). We divide our study in two parts according to the observable
that is considered: galaxy luminosity or galaxy shape.

The distribution of galaxy luminosities is called the galaxy luminosity function (GLF),
which can be used to probe the evolution of cluster galaxies (Sect. 2.1). Computing
the GLFs for a sub sample of 25 DAFT/FADA clusters, we find that faint blue star
forming galaxies are quenched into red quiescent galaxies from high redshift until today.
Comparing to the field shows that this transformation is more efficient in high density
environments.

We also study the fraction of baryons in galaxy groups and clusters (Sect. 2.2). We
find that in groups, the stars contained in galaxies can reach masses of the same order as
those of the intra-cluster gas, while in clusters they are usually negligible relatively to the

gas. Taking both stars and gas into account we constrain the matter density parameter
Qar.

Galaxy shapes are distorted by foreground objects that bend light in their vicinity.
This lensing signal can be exploited to measure the mass distribution of a foreground
cluster. We review the basic theory of weak lensing and shear measurement (Sect. 3.1),
and then apply it to a subsample of 16 DAFT/FADA clusters, with Subaru/SuprimeCam
or CFHT /MegaCam imaging (Sect. 3.2). We estimate the masses of these clusters, and
take advantage of the large fields of view of our images to detect filaments and struc-
tures in the cluster vicinity, observationally supporting the hierarchical scenario of cluster
growth.

Finally, we detect shear peaks in Fuclid-like simulations, and use their statistics as a
cosmological probe, similarly to cluster counts (Sect. 3.3). We forecast the cosmological
constraints that this technique will achieve when applied to the Euclid space mission, and
develop a tomographic analysis that adds information from redshifts.

We conclude with a discussion of our perspectives on future studies in all the fields
investigated in the present thesis.



Résumeé

Cette these présente un certain nombre de résultats récents a propos de ’évolution des
galaxies et la cosmologie, a partir de I'observation d’amas de galaxies en lumiere visible.
Nous introduisons d’abord les principales propriétés des amas de galaxies (Chapitre 1.1)
et la fagon dont ces objets permettent de contraindre le modele cosmologique standard
(Chapitre 1.2). Une grande partie des résultats présentés ici ont été obtenus a partir
de I'étude du relevé d’amas DAFT/FADA, qui regroupe des amas dans la gamme de
décalages spectraux 0.4 < z < 0.9 (Chapitre 1.3). Cette these est séparée en deux par-
ties, chacune traitant d’une observable particuliere : la luminosité des galaxies, puis la
forme des galaxies.

La fonction de luminosité des galaxies, c¢’est-a-dire la distribution de leur luminosité,
permet d’étudier I’évolution des galaxies dans les amas (Chapitre 2.1). Nous avons calculé
les fonctions de luminosité pour un sous-échantillon de 25 amas DAFT/FADA, et avons
montré que les galaxies faibles bleues, a fort taux de formation stellaire, évoluent en des
galaxies rouges passives des hauts décalages spectraux a aujourd’hui. En comparant les
fonctions de luminosité des amas a celles du champ, on observe que cette transformation
est plus efficace dans les environnements denses.

Nous avons également étudié la fraction de baryons dans les groupes et amas de
galaxies (Chapitre 2.2). Nous avons remarqué que dans les groupes la fraction massique
d’étoiles peut atteindre des valeurs du méme ordre de grandeur que celles de la fraction de
gaz intra-amas, alors que dans les amas, la fraction stellaire est généralement négligeable
devant celle du gaz. En prenant en compte a la fois les étoiles et le gaz, nous avons posé
des contraintes sur le parametre de densité de matiere €2,,.

Les galaxies apparaissent déformées par la présence d’objets d’avant-plan qui courbent
les trajectoires lumineuses a leur voisinage. Ce signal de lentille gravitationnelle peut étre
exploité afin de mesurer la distribution de masse des amas d’avant-plan. Les bases du
phénomene de lentille gravitationnelle faible et de la mesure du cisaillement sont intro-
duites au Chapitre 3.1. Ces techniques sont ensuite appliquées a un sous-échantillon de
16 amas DAFT/FADA présentant des images Subaru/SuprimeCam ou CFHT /MegaCam
(Chapitre 3.2). Nous avons estimé la masse de ces amas, et profité de la large dimension
angulaire de ces images pour détecter des filaments et des structures autour de ces amas.
Cette étude valide observationnellement le scénario de croissance hiérarchique des amas.

Finalement, nous avons détecté les pics de cisaillement dans des simulations de type
Fuclid, et avons utilisé leur statistique en tant que sonde cosmologique, de fagon similaire
aux comptages d’amas (Chapitre 3.3). Nous avons calculé les contraintes cosmologiques
que cette technique pourra apporter avec les données de la mission spatiale Fuclid, et
avons développé une approche tomographique qui ajoute I'information des décalages spec-
traux.

Une discussion sur les développements envisagés dans les différents domaines traités
conclut cette these.
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Chapter 1

Introduction

1.1 Galaxy clusters

Galaxy clusters are the most massive structures in our Universe. They are originally
defined as a large ensemble of galaxies gravitationally bound together and were first
observed in the mid-twentieth century (e.g. Abell 1958). However, with the evolution
of instrumentation, it became clear that galaxies are only the visible part of these giant
icebergs.

1.1.1 Cluster composition

Indeed, galaxy clusters are mainly made of a dark matter halo. DM has first been
invoked by Zwicky (Zwicky 1933) to explain the difference between the luminous mass,
obtained from adding each galaxy stellar mass, and the dynamical mass, derived from
the dispersion of galaxy velocities in the Coma cluster. Note also that several researchers
consider a modification of general relativity laws, referred as modified gravity, a pioneer
of which was the MOND theory (Milgrom 1983). This debate on DM versus modified
gravity arises from the need to modify the gravitational potential of very massive objects,
from galaxy to cosmological sizes. Modifying gravity or mass can equally solve this issue.
However, DM led to a wide range of observational successes and is now the current
framework. Throughout this thesis, we will assume general relativity with DM. We know
very little about DM properties, except that it is non luminous. Comparing the observed
number of baryons to that expected from primordial nucleosynthesis revealed that DM is
mainly non-baryonic (e.g. Dodelson et al. 1996). In addition, Clowe et al. (2006) found
an offset between the gas and the total mass positions in the merging Bullet cluster,
observationally proving that DM is very weakly interacting, and perhaps collisionless.
Another important component of the galaxy clusters is the intra cluster medium which
is probed with X-ray observations. This medium is made of ionized hydrogen that does
not lie inside galaxies. This gas is heated by gravitational energy to 107 — 10® K at
the epoch of cluster formation. Electrons are therefore not linked to nuclei and emit
photons through Bremsstrahlung process, to satisfy the conservation of energy when
they are deflected by a nucleus. This ICM is well understood and one can convert X-ray
observations into an ICM mass. Note that when the system is virialized, we can also
constrain the total mass of the cluster. The determination of ICM and total mass from
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Figure 1.1: Galaxy cluster components for Abell 1689. Superposed to the HST galaxy
observation (left) are the ICM component measured with Chandra (middle) and the DM
component measured through strong lensing (right). Adapted from the following images:
Optical: NASA/STScl; X-ray: NASA/CXC/MIT/E.-H Peng et al; Dark Matter: NASA,
ESA, E. Jullo (JPL/LAM), P. Natarajan (Yale) and J-P. Kneib (LAM).

X-ray observations is described in part 2.2 where we compute the fraction of baryons in
galaxy clusters.

The third component is the luminous galaxies. Fig. 1.1 shows the three main com-
ponents of galaxy clusters on the example of Abell 1689. We usually consider that DM
counts for about 90% of the total cluster mass, ICM for about 8-9%, and galaxies for
about 1-2%. These fractions are only indicative and we know that they vary from one
cluster to another. In particular, they are correlated with the total cluster mass as can
be seen in Fig.1.2, from Lagand et al. (2013). We see that baryons in massive clusters
are dominated by the hot X-ray gas, while the gas fraction for smaller systems is closer
to the galaxy component.

Despite their low contribution to the cluster mass budget, galaxies are a tremendous
tool to understand galaxy clusters. In this thesis, we will see that considering two of the
galaxy observables: shape and luminosity, we can infer various results on e.g. cluster
formation and evolution, cluster luminous and total masses, and cosmology.
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Figure 1.2: Stellar (blue stars), gas (magenta squares), and total baryon (black triangles)
mass fractions as a function of total mass in r599. The solid lines correspond to the best
linear fit for each relation. The two blue dashed lines correspond to the fits for the groups
and clusters separately. On the bottom of the panel, we show the ratio between the total
baryon fraction determined by the sum of fs,, and fgs and the WMAP-7 value as a
function of total mass. See part 2.2 for details.

1.1.2 Cluster formation

Cluster formation is dominated by its main component: DM. In our current understand-
ing, halos of DM form from the density fluctuations after the reionization era. Galaxies
form later from the baryonic matter, and fall into the gravitational potential of these DM
halos, that then grow through this accretion and the merging with other halos, giving
birth to galaxy clusters. This scenario, known as the hierarchical scenario, is mainly
assessed by cold DM simulations and still lacks observational support at high redshifts.
Fig. 1.3 shows the same field of the Millennium simulation (Springel et al. 2005) at differ-
ent redshifts. The small density variations in the early Universe (z = 18.3) are amplified
to create a cluster around z = 1.4. In this formation scheme, the matter spread into
filamentary structures, and clusters lie at the node of those filaments. This filamentary
structure is well observed, in particular through spectroscopic (e.g. SDSS: Tegmark et al.
2004) and weak lensing surveys (COSMOS: Massey et al. 2007b). A less obvious point is
the detection of filaments around clusters, which is mandatory to confirm that clusters
are formed following this scenario and not through a different process. The detection of
such objects are studied in detail in part 3.2 of this thesis.

In the same scenario, clusters are formed from smaller galaxy groups that merge
together at higher redshifts (Adami et al. 2013). The redshift at which clusters form is
still in debate. Most clusters seem to form around z = 1.4. The farthest clusters are
detected around z ~ 1.5 — 2 (Fassbender et al. 2011; Gobat et al. 2011). Groups of

10
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Figure 1.3: Formation of a cluster in the Millennium simulation (Springel et al. 2005).
The same projected density field is shown at different redshifts for a 15 Mpc.h™! thick
slice: upper left is z = 18.3, upper right z = 5.7, lower left z = 1.4, and lower right z = 0.

galaxies only contain a few to a few tens of galaxies and are therefore difficult to detect
at high redshift. Hence, we propose to study local groups of galaxies, and compare them
to clusters in part 2.2.

1.1.3 Cluster evolution

As seen in simulations, the formation and the evolution of galaxy clusters are dominated
by the evolution of the DM halo that grows through accretion of nearby material. How-
ever, the remaining 10 to 20% (i.e. the baryons), undergo several changes along the cluster
life. The various interactions happening within clusters will often modify the properties
of the gas and the galaxies. We can classify these interactions into two categories: (1)
those between galaxies, and (2) those between galaxies and the Intra Cluster Medium
(ICM).

The first category of interactions includes galaxy merging and galaxy harassment. In
both cases two galaxies hit one another. In the case of mergers, galaxy relative speeds
are small enough that the galaxies will collapse together, usually creating a burst of star
formation, followed by an evolution into a larger elliptical galaxy (e.g. Negroponte &
White 1983; Barnes & Hernquist 1992, 1996; Mihos & Hernquist 1996). In the second
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case, the velocity of galaxies is higher, and the galaxies will pass one through (or next
to) each other. Depending on the trajectory of galaxies, this will result in high tidal
forces, and often also in a burst of star formation (e.g. Spitzer & Baade 1951; Moore
et al. 1996, 1998). However, the galaxies will not merge and each one will continue with
its own material. Finally, once a galaxy reaches a large size compared to the others,
the merging with other galaxies does not strongly change its properties but increases its
mass, a process referred as cannibalism, and which could explain the formation of the
Brightest Cluster Galaxies (BCGs) (e.g. Ostriker & Tremaine 1975).

The second category consists of interactions between galaxies and ICM, such as ram
pressure stripping and AGN feedback (Active Galactic Nucleus). Ram pressure stripping
is the removal of the galaxy gas due to the dynamical friction with the ICM when the
galaxy moves within it. The main effect of the gas stripping is to suppress star formation,
as the galaxy gets poorer in gas, that would normally be used to form stars (e.g. Gunn
& Gott 1972; Cowie & Songaila 1977; Quilis et al. 2000). AGNs are active objects made
of a super massive black hole surrounded by an accretion disk, lying at the center of very
massive galaxies, and have the property to re-emit infalling matter into collimated jets.
When the ICM gas cools, it falls onto the massive black hole, that, when having accreted
a sufficient quantity of gas, ejects it to re-enrich the ICM. The process also referred as
AGN heating, explains why the ICM remains at a very high temperature, in particular in
the central regions of clusters (e.g. Churazov et al. 2002; Briiggen & Kaiser 2002; Sijacki
& Springel 2006).

A third category of interplays could be invoked to explain the quenching of star
formation: the interaction between the DM potential and the galaxy. Galaxies falling
into the DM halo for the first time, undergo tidal forces that allow the gas to escape from
the galaxy, a phenomenon refered as galaxy strangulation. This effect also results in a
gas depletion, and then in the suppression of star formation, but happens on time scale
that might be longer than gas stripping (e.g. Larson et al. 1980; Balogh et al. 2000).

All these interactions help to better understand galaxy evolution within clusters,
and in particular, why and how spiral star forming galaxies become elliptical quiescent
galaxies in denser environment, an effect named the morphology-density relation. While
it has been studied in detail at low redshifts (e.g. Hubble 1926; Dressler 1980), another
interesting question is the evolution of the galaxy population with redshift (e.g. Smith
et al. 2005). Peng et al. (2010) recently proposed a scenario in which star forming galaxies
are first quenched due to environment effects while falling onto the cluster DM potential,
and at lower redshifts (0 < z < 1), are quenched proportionally to their star formation
rate, until they have used all their available gas.

In part 2.1, we shed light on the evolution of galaxies within clusters in the redshift
range 0.4 < z < 0.9, studying the galaxy luminosity functions of medium-high redshift
clusters.

1.2 Galaxy clusters in cosmology
Being the most massive collapsed structures in the Universe, galaxy clusters have a par-

ticular place among observational cosmology. Their distribution with mass is linked to
the evolution of the entire Universe as shown in part 1.1.2. In addition, their inner part
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traces the fraction of baryons in the highest existing density environments.
To understand which constraints can be calculated from clusters, we first have to
define the standard cosmological model.

1.2.1 Standard cosmology

In general relativity, gravity is defined as the response of space-time to matter and is
governed by the Einstein equation (Einstein 1916):

G

G;w + Ag;w = c_4T,u,1/a (11)

where G, is the Einstein tensor, g, the metric tensor, 7}, the mass-energy tensor, A
is the cosmological constant, GG the gravitational constant, and ¢ the speed of light. The
left-hand term of eq. 1.1 corresponds to the curvature of space-time given the metric
Juv, and the right-hand term to the matter-energy content of the space-time. Solving
this equation in the Friedmann Lemaitre Robertson Walker (FLRW) metric leads to the
Friedmann equations that describe the evolution of the Universe (Friedmann 1922). The
FLRW metric (eq. 1.2) assumes a spatially homogeneous and isotropic Universe, a strong
hypothesis called the cosmological principal, in either expansion or contraction and is

defined as:

dr?

2 2 2
dS :dt —(l(t) m

+7%(d6* + (sin 0)*d¢?) | , (1.2)
where ¢ is the time, (7, 6, ¢) the space coordinates, K the space curvature, and a(t) the
scale factor that describes the expansion with time. K equals 0 for a flat infinite Universe,
is negative for an infinite hyperbolic Universe, and positive for a spherical finite Universe.
Note that the expansion factor a(t) is the same in every direction and depends only on
time in eq. 1.2, a choice made to respect the cosmological principle. Assuming a fluid
with a pressure P, a density p, and a null velocity leads to a very simple matter-energy
tensor T}, for the Universe content, allowing a simple resolution of Einstein’s equation.
It results in the Friedmann equations (eq. 1.3 & 1.4):

LN\ 2

a 81G K A
(5) =r-ars (13)
a A G A
o _ e P)+ 2. 1.4
- 5 (P +3P)+ 3 (1.4)

These equations describe the evolution of the expansion of the Universe, represented
by the scale factor a(t). Note that this factor only depends on time and on the content
of the Universe. We define the Hubble parameter as H = a/a, which represents the
expansion rate of the Universe.

An additional equation is mandatory to solve Friedmann’s equation, which is the
equation of state of the content of the Universe. We usually assume a perfect fluid
equation for the content of the Universe:

P = wpc?, (1.5)
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where w depends on the type of energy considered. For cold matter, w = 0 and the
resolution of Friedmann’s equations gives a matter density proportional to the scale factor
at the power of minus three: p = ppa—3. For radiating energy, w = 1/3 and p = poa™%.
Finally, for vacuum, w = —1 and the density is constant: p = pg. We can now rewrite
Friedmann’s equation as:

H? = HZ [Qr (14 2)" + Qar (14 2)° + Qe (1 + 2)° + Qa] = HZE*(2), (1.6)

where we have linked the scale factor to the redshift observable z as follows:

Qo
t) = 1.7
alt) = 72 (17)
and where we have introduced the density parameters for each energy source:
87Gpro 87Gparo K A
Op = —75— Qv = ——5— O = ——— O\ = —. 1.8
R 3H02 5 M 3Hg ) K Hogag ) A 3H02 ( )

In eq. 1.6 to 1.8, index ( means that the quantity is evaluated at the present time.
In particular, Hy corresponds to the present expansion rate and is called the Hubble
constant. We sometimes use h which is equal to Hy divided by 100 km.s~*.Mpc~!. The
different density parameters represent the normalized contribution of one specific energy
source to the present Universe content. Hence, we have > €; = 1. All studies conducted
so far have revealed that K = 0 and thus 2x = 0, meaning that we are living in a flat
Universe. Under this assumption, the resolution of Friedmann’s equations shows that
radiation was dominating in the early Universe, followed by an era of matter domination.
Today, we are dominated by the vacuum energy as 2, is about 0.7, and then by matter
with Q) about 0.3. The matter density parameter can be separated under its DM content
., and baryonic content £, with 2,; = Q. + ;. The matter repartition in the present
Universe is often represented as the so-called cosmological pie (Fig 1.4).

7 3% DARK ENERGY

\23% DARK MATTER

N g
| 3,6% INTERGALACTIC GAS
0:4% STARS, ETC.

Figure 1.4: Universe density parameter repartition. Image taken from the NASA website.

In this figure, we introduce the notion of Dark Energy which is the energy of the
vacuum and drives the Universe expansion. There is a strong debate about the nature
of this energy. It could either be a fundamental constant of our Universe or an invisible
fluid. In the first case, it naturally arises from the Einstein equation but in the second
case it needs an equation of state. We use the same equation of state than for normal

14



matter (eq. 1.5). The case where w = —1 corresponds to the cosmological constant
case. Measuring a significant deviation from this value would confirm the DE paradigm,
explaining why great efforts are made to accurately measure the actual value of w for DE
(e.g. the Euclid mission Laureijs et al. 2011).

The density parameters, together with the Hubble constant, are sufficient to describe
the present Universe. However, to make predictions on the history of our Universe, we
need to introduce some other parameters. In part 1.1.2, we said that galaxy clusters form
from the amplification of initial density fluctuations. This deviation from homogeneity
is often described by the power spectrum of the curvature perturbation A%, which is a
power law at the power ny, — 1, where n, is referred as the spectral index, and is close to
1. Finally, we need a measure of the ionization state of the Universe. This is quantified
by the re-ionization optical depth 7 which is the probability of a photon to scatter once.

The actual Lambda Cold Dark Matter cosmological model assumes that DE is a
cosmological constant. This hypothesis leads to a Universe which can be fully described
with 6 parameters. These parameters are the DE density €24, the DM density 2., the
baryon density €, the curvature fluctuation amplitude A%, the scalar spectral index
ng, and the re-ionization optical depth 7!. All other parameters can be computed from
these ones. However, depending on the data we want to fit, some parameters are more
convenient. In particular, the density perturbation amplitude is often studied through
the more convenient og: the present linear mass dispersion on a scale of 8 h™!.Mpc. The
six cosmological parameters can then be rewritten as (Q4, Q¢, 2y, 08, 15, 7).

In addition to these parameters, one can add some which are not yet necessary, but
might one day become. Among those, we just mention the DE equation of state w
which, if it is rigorously equal to —1 corresponds to a cosmological constant. We usually
decompose the DE equation of state between a constant term wy and a term that depends
on the expansion w,(1 — a), such that w = wy + w,(1 — @), where a is the scale factor.
The case of a cosmological constant corresponds to (wg, w,) = (—1,0).

Many efforts have been deployed in the past few decades to estimate these parameters.
The most famous are: Cosmic Microwave Background experiments, type la supernovae,
galaxy clustering (including Baryon Acoustic Oscillation), shear power spectrum, cluster
counts... In this thesis, we will only review the techniques relevant to galaxy clusters.
We show the present value for the six minimum cosmological parameters, along with H,
og, Q27 and the age of the Universe, as measured from CMB experiments combined with
BAO in Table 1.1. We give two different values depending on the use of the WMAP-9
(Hinshaw et al. 2013) or Planck (Planck Collaboration et al. 2014) experiments. Presently,
one should refer to the more accurate Planck values. However, as the Planck results were
issued during the completion of this thesis, we use WMAP values therein.

An important remark is that due to the expansion, the measurable distances in the
Universe depend on cosmological parameters. In the framework described above, we can
write the distance between two objects, the co-moving distance y, as a function of the
density parameters and the Hubble constant:

'Note that the observables for the DM and baryon density parameters are in facts Q.h% and Qyh?,
such that the Hubble constant Hy = h x 100 km.s~*.Mpc ™! can be derived from it.

15



Table 1.1: Cosmological parameters from WMAP-9 and Planck (CMB and BAO com-
bined). The six first parameters are the minimum parameters for the ACDM model, the
following four can be calculated from the first but are sometimes more convenient, and
the last one supposes an equation of state for the DE. Uncertainties are given with a 68%
confidence level. See text for details.

Parameter Planck WMAP

Qa 0.692+0.010 0.703£0.012
Q.h? 0.1187+0.0017 0.1160+0.0025
Oyh? 0.0221240.00025 0.0224940.00044
In(101°A%) 3.090£0.025 3.093+0.030
N 0.9629+0.0057 0.969+0.010
T 0.091£0.013 0.086+0.014
Hy (km.s~t.Mpc™1) 67.79£0.78 68.45+0.96
og 0.82640.012 0.816+0.018
Qur 0.30840.010 0.29740.012
Age (Gyr) 13.800£0.038 13.80740.090
w -1.13+0.13 -1.07340.090

cdz _c dz ' (1.9)

() = -
X H(z) HO/\/QR(I—I—Z)4+QM(1+Z)3+QK(1+Z)2+QA

In practical, the co-moving distance is not directly measurable but only the angular
and the luminous distances, which are linked to the first one in a very simple way:
Dang = ax and Dy, = (1 + 2)?ay. Thus, a measure of these distances is sensitive to the
matter and energy content of the Universe.

1.2.2 Cluster cosmological probes

The two main cosmological probes based on clusters are cluster counts and baryon frac-
tions. Here, we briefly describe these two techniques. See Allen et al. (2011) for a full
review of cosmology with galaxy clusters. Results concerning cluster counts can be found
in parts 3.2 and 3.3, and concerning baryon fractions in part 2.2 of this thesis. We also
describe one promising future probe: Weak Lensing Tomography with Clusters (WLTC).
In part 1.3, we introduce the DAFT /FADA survey which is built to serve as a test study
for this new probe.

Cluster counts

We saw in parts 1.1.2 & 1.2.1 that the formation of clusters depends on the initial density
fluctuations, and the density parameters of the Universe. The idea here is to link the
cluster abundance to the cosmology, assuming the standard scenario for the evolution of
clusters. The expected number of clusters for a survey of area Af) can be expressed as:

dN av e dn(M, z)
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where 2= () is the co-moving volume element at redshift z, f(M, z) the selection func-
tion, and % the halo mass function. The dependence on cosmology is contained in

the co-moving volume (see eq. 1.9 for distance cosmology dependence) and the halo mass
function. The halo mass function represents the distribution of galaxy clusters with mass
in the Universe, and thus depends on the matter density parameter and on the CDM
primordial fluctuations. The evolution of cluster abundance with redshift also allows to
probe the DE equation of state w (e.g. Wang & Steinhardt 1998; Haiman et al. 2001).
The choice of the halo mass function is a delicate question which is well debated in the
literature. The halo mass function can be calculated, either theoretically: e.g. Press &
Schechter (1974), or from simulations: e.g. Tinker et al. (2008). While most studies now
resort to simulations, we must note that the classical choice of neglecting the baryons
in these simulations can have important effects on the cosmological constraint estimates
(Bocquet et al. 2015). Once this function is chosen, one can compute the expected cluster
distribution and compare it with the observed distribution, usually in a Fisher formalism.
This formalism is described in section 3.3, where we apply it to Fuclid-like simulations.
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Figure 1.5: Joint 68.3% and 95.4% confidence regions for og, 3, and w from cluster
abundances, compared with those from WMAP-5 data (Dunkley et al. 2009) for spatially
flat ACDM models. In (a), cluster abundance is measured in the MaxBCG sample
(z < 0.3) from Rozo et al. (2010). In (b) cluster abundance is measured in the ROSAT
All-Sky Survey (RASS) clusters at z < 0.5 (Mantz et al. 2010). The gold region is the
combination of both constraints. Adapted from Allen et al. (2011).

In Fig. 1.5, we present some of the latest results on cosmological constraints from
cluster abundance studies, and compare it with CMB experiments. We see that cluster
counts are less sensitive to the density parameters than CMB experiments but that they
are more sensitive to the equation of state of the DE. On a more general point of view,
cluster counts are more sensitive to the parameters that are linked to the growth of
structures, as the CMB is emitted before those structures have the time to evolve. In
any case, the constraints are oriented in a different way, allowing an important gain when
combining both probes. Furthermore, the systematics are not the same, and the fact that
constraints overlap for all methods is a good sanity check.

We showed that cluster abundance is an accurate cosmological probe, but there are
some biases in its application that need to be checked. From eq. 1.10, we identify three
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observational challenges: the measurement of accurate redshifts, of accurate masses, and
the control of the detection systematics, in other terms the selection function.

The best way to measure redshifts is spectroscopy. However, this technique requires
too much observational time, explaining why most studies rely on photometric redshifts.

The selection function quantifies the biases of the cluster detection algorithm. In
particular, we want to know how many clusters we miss (i.e. the completeness) and
how many of our identified clusters correspond to wrong detections (i.e. the purity).
Assessing the cluster detection quality is a hot topic which is being investigated for the
next generation wide surveys (e.g. the Euclid Cluster Detection Challenge).

The hardest problem is the mass measurement. Indeed, in most cases, we do not
measure the true mass of clusters but only a proxy to this quantity derived through
observation. Hence we need to calibrate the mass observable relation with a sample of
fully known cluster masses. So far, the best way to determine this relation is to use weak
lensing as it takes into account the full mass distribution of the cluster. Other observables
are the X-ray emission, the dispersion of velocities, the strong lensing, and the Sunyev
Zeldovich effect. Those techniques all enable to determine cluster masses but they rely
on some physical assumptions that cannot be verified for every cluster. In particular,
most of them require that systems are virialized, i.e. that kinetic and potential energies
equilibrate, which is true only for relaxed clusters, that do not undergo any specific effect
such as merging. The strong lensing observable does not require such a hypothesis, but
it can only probe masses in the inner part of clusters, i.e. at scales lower than the
Einstein radius. In part 3.2, we determine cluster masses through WL at the required
accuracy, extending the number of clusters that can be used to constrain the observable
mass relation.

In part 3.3, we propose to overpass the problems of the observable mass relation and of
the cluster selection function by studying not clusters but directly projected mass peaks,
using many simulations.

Fraction of baryons

The fraction of baryons can be used to probe the evolution of matter from the early
Universe. This fraction is a direct constraint of the baryon to matter parameters (e.g.
Briel et al. 1992; White et al. 1993; Evrard 1997; Mohr et al. 1999) and can be compared
to the same ratio measured in the early Universe through CMB analysis:

Oy
@7
where I'(2) is the gas depletion parameter and characterizes the cluster halo at redshift
z, and within the radius in which masses are computed. Using priors on 2, and H
from other cosmological probes then allows to estimate the matter parameter 2,, for a
sufficiently large number of clusters.

A more precise measurement of cosmological parameters can be performed by ex-

ploiting the angular distance dependence of the gas fraction measurement (e.g Allen
et al. 2004, 2008):

fgas = F(Z) (111)

fgas X Dang<z)3/2- (1.12)
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As already shown in eq. 1.9, distance depends on cosmology, and thus the fraction
of gas in clusters can constrain cosmological models. Such measurements are shown in
Fig. 1.6. We see that f,,s achieves only low constraints compared to CMB experiments.
However, the degeneracy between parameters being oriented in a complete different way,
this additional information leads to much tighter constraints when combined with other
probes.

1.6

1.4}  Cluster fgas

1.2}
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m

Figure 1.6: Joint 68.3% and 95.4% confidence regions in the (25, Q) plane for the
Chandra fg,s data at z < 1.1 (Allen et al. 2008), compared to those from WMAP-3 CMB
data (Spergel et al. 2007) and SNIa (Davis et al. 2007). The inner gold contours show
results from the combination of these data.

An important limitation of this method is the high scatter in the gas and total mass
estimates. As for cluster counts, it is preferable to estimate the total mass from lensing
analysis (e.g. Allen et al. 2013; Mantz et al. 2014), as lensing does not depend on the clus-
ter hydrodynamical equilibrium. Accurate redshifts of galaxy clusters are also required.
Finally, one needs to consider a very large number of clusters, due to the large scatter of
the gas fraction, to have a statistical estimate of it at every redshift.

Even if our study of the fraction of baryons is more oriented towards a comparison
between groups and clusters, we draw such constraints and present them in part 2.2.

Weak lensing tomography with clusters

Weak Lensing Tomography with Clusters (WLTC) has first been introduced by Jain
& Taylor (2003). The main idea is that the shear ratio of background populations at
the same angular distance from the cluster center only depends on the distances of the
different elements of the system. Refer to Sect. 3.1 for insights in the weak lensing theory.
In the case of galaxy clusters, the galaxies of which lie at the same redshift, the average
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tangential shear induced on background galaxies, noted 7y, can be written as the product
of a function of angular distance § and a function of comoving distances (eq. 1.13):

'7(07'2) = ’7(9700)9(2)7 (1'13)
where ¢(z) is the ratio of the distance of the lens to the sources (Dy) over the distance
to the sources (Ds):

Dy xs—xa
=D, (1.14)
where y denotes the comoving distance, which depends on cosmology through eq. 1.9.
v(6, 00) vanishes for a ratio of galaxy populations at the same angular distance from the
lens position, but at different redshift. The shear ratio at the same angular distance thus
only depends on comoving distances as shown in eq. 1.15:

9(2)

100, 21) _ (X1 = x1)/xs1 (1.15)

(0, 22)  (Xs2 — x1)/Xs2
Weak lensing tomography with clusters thus provides a geometrical measure of dis-
tance ratios, and then of cosmology. This dependence only on a geometrical measurement
(the shear of background galaxies) makes it a very clean cosmological probe. However,
one needs to measure the shape and redshift of background galaxies with a sufficient
accuracy to be able to constrain our cosmological model. Systematic biases in these mea-
surements are discussed in Sect. 1.3.1, as the DAFT/FADA survey has been carried out

with the aim of applying WLTC to observational data.

1.3 The DAFT/FADA survey

1.3.1 Goals and data

The DAFT/FADA survey (Dark energy American French Team, in French FADA) is
a galaxy cluster survey encompassing ~ 90 high-redshift (0.4 < z < 0.9) massive
(M> 2 x 10" M) clusters of galaxies with Hubble Space Telescope (HST) imaging
available. The project has been granted about 70 nights of telescope time since 2009,
mainly for deep optical and infrared imaging, on various 4m class telescopes, to build
a ground based follow up in BVRIZ optical and J near-infrared bands. The status of
the survey can be found at: http://cencosw.oamp.fr/DAFT/project.php, and we now
have complete data for a large number of clusters. DAFT/FADA has been built with the
main goal of applying WLTC, a technique described in Sect. 1.2.2, and to serve as a test
study for this new probe. The HST images are used for the shear analysis while photo-
metric redshifts are computed from the ground based multi-band data. We also gathered
spectroscopic measurements of at least 15 galaxies per field to train the photometric
redshift software. Finally, about half of the sample is covered by X-ray observations, in
majority XMM-Newton, but also Chandra.

However, the systematics in the shear and photometric measurements in the DAFT /FADA

survey do not allow to constrain the DE equation of state to an interesting accuracy. This
is due to the very small variation of the shear ratio with cosmology.
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Figure 1.7: Variation of the distance ratio g = (xs — x1)/xs with the DE equation of
state parameter w,. The ordinate is an estimate of the required accuracy to probe the
corresponding w, departure from ACDM with WLTC. The blue line corresponds to the
shear and photometric redshift accuracy of the DAFT/FADA survey and the green line
to the expected accuracy of Fuclid.

We see in eq. 1.15 that one can estimate a ratio of comoving distances, which depends
on cosmology, by only measuring the shape and photometric redshift of background
galaxies. The requirement on the accuracy of both measurements is set by the variation of
the comoving distance ratio g(z) with cosmology. As the parameter we wish to constrain
with the DAFT/FADA survey is the DE equation of state, we rewrite the comoving
distance of eq. 1.9 in eq. 1.16 (Linder 2003):

( ) c / dz
X(2) = 7= 7
HO \/QM (1 + 2)3 + (1 . QM) (1 + 2)3(1+w0+wa) 6_3waz/(1+z)

(1.16)

where we introduced the DE equation of state w = wg + w,(1 — a), and assumed a flat
Universe, with a negligible radiation density parameter, such that Qg = 0, Qx = 0,
and Qy = 1 — Q). We can now compute the variation of the distance ratio for various
values of w, and compare it to a Universe with non dynamical DE (i.e. w, = 0). This is
what is done in Fig. 1.7, where we chose a lens redshift of z; = 0.65 and a source mean
redshift of z; = 1.5, which are representative of the DAFT/FADA survey. The variation
of the distance ratio 1 — g(w,)/g(w, = 0) gives an estimate of the required accuracy on
both shear and photometric measurements to probe the corresponding departure from
ACDM: w,. Our results are compatible with those from Bernstein & Jain (2004) who
investigated the required accuracy for probing w, = 0.2. After analyzing a subsample of
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the DAFT /FADA survey, we found an accuracy of ~ 5% on both photometric redshifts
(Martinet et al. 2015) and shear (Martinet et al. 2015, A&A submitted). We also plot
the value of 0.2% expected for Fuclid as a comparison. Unfortunately, we see that the
systematic errors on redshift and shear in DAFT/FADA only allow us to measure devi-
ation from ACDM if w, > 1. With Euclid this should be w, > 0.1, an accuracy more
compatible with the present one from Planck: ~ 0.13.

Besides WLTC, the DAFT/FADA project forms a comprehensive database to study
clusters and their evolution at 0.4 < z < 0.9, and this second goal has driven most of the
science made with the survey.

1.3.2 Previous results

In addition to the first DAFT/FADA paper establishing the reference basis for the pho-
tometric redshift (hereafter photo—z) determination (Guennou et al. 2010), results con-
cerning several topics have been obtained by the DAFT/FADA team. Guennou et al.
(2012) showed that by stacking data for different clusters it is possible to detect intra-
cluster light (ICL) in the redshift interval 0.4 < z < 0.8, and that there appears to be
no variation in the amount of ICL between z = 0 and z = 0.8. Guennou et al. (2014a)
analyzed the XMM-Newton data available for 42 DAFT/FADA clusters to derive their
X-ray luminosities and temperatures, and search for substructures. This study was cou-
pled with dynamical analyses of the 26 clusters with at least 30 spectroscopic redshifts
close to the cluster redshift. An interesting result is that the percentage of mass in sub-
structures seems constant with redshift up to z ~ 0.9, i.e. just after the completion of the
initial cluster building period (see e.g. Ulmer et al. 2009). Using three different methods,
Guennou et al. (2014b) determined the mass profile and dynamical status of the z~0.8
LCDCS 0504 cluster of galaxies characterized by prominent giant gravitational arcs near
its center and found differences that may be explained when we analyze a larger sample of
DAFT/FADA clusters. Murphy et al. (2014) performed a weak lensing analysis of HST
Advanced Camera for Surveys (ACS) mosaic imaging data of ten massive, high-redshift
(z > 0.5) DAFT/FADA galaxy clusters, made two dimensional surface mass reconstruc-
tions, and explored the use of photo—zs for background galaxy discrimination.

During my PhD thesis, in addition to participating in the DAFT/FADA paper on
substructures (details of my contribution can be found in Appendix A.3), I developed
two new projects within the survey. The first one is the study of the galaxy luminosity
functions of 31 clusters, using photometric redshifts to assess cluster membership, and
separating galaxy populations based on a color criterion. This paper is presented in
Sect. 2.1, and refered to as Martinet et al. (2015). The second topic is the cluster mass
estimate, and search for filaments with a weak lensing analysis of large field of view
images for 16 clusters. This work is reviewed in Sect. 3.2: Martinet et al. (2015, A&A
submitted).
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Chapter 2

Galaxy magnitudes

This chapter encompasses studies made during the thesis, and based on the galaxy magni-
tude observable. We first review work that has been done on galaxy luminosity functions
in DAFT/FADA medium-high redshift clusters (Sect. 2.1), and then on the fraction of
baryons in nearby groups and clusters of galaxies (Sect. 2.2).

2.1 Galaxy luminosity functions

This section presents the results from Martinet et al. (2015): The evolution of the cluster
optical galaxy luminosity function between z=0.4 and 0.9 in the DAFT/FADA survey.
The first subsection briefly summarizes the paper, its context, aims, methods, results,
and conclusions. The detailed study can be read in the second subsection, where we
display the article.

2.1.1 Summary
Context

There is some disagreement about the abundance of faint galaxies in high-redshift clusters,
with contradictory results in the literature arising from studies of the optical GLF for
small cluster samples. The GLF is defined as the distribution of galaxies with magnitude
and can be studied in different environments. In clusters, some authors find a decreasing
faint end at high redshifts, while others find no evolution between z ~ 1 and today.
Figure 2.1 shows an example of the two behaviors on GLF's represented by Rudnick et al.
(2009) for the evolutionary scenario and by De Propris et al. (2013) for the no-evolution
scheme. The importance of this debate arises from the fact that in the first case clusters
still evolve from high redshift until today, while in the second cluster galaxy populations
are frozen at z ~ 1.

Aims

We compute GLFs for one of the largest medium-to-high-redshift (0.4 < z < 0.9) cluster
samples to date in order to probe the abundance of faint galaxies in clusters. We also
study how the GLF depends on cluster redshift, mass, and substructure and compare the
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Figure 2.1: The different results for the I band GLF at high redshifts. Left: An example
where the GLF faint end shows a drop at high redshifts (Rudnick et al. 2009). Blue circles
represent SDSS clusters (z ~ 0.1), red squares the EDisCS clusters at 0.4 < z < 0.6 and
black triangles at 0.6 < z < 0.8. Right: An example where the GLF faint end shows no
evolution at high redshifts (De Propris et al. 2013).

GLFs of clusters with those of the field. We separately investigate the GLFs of blue and
red-sequence (RS) galaxies to understand the evolution of different cluster populations.

Methods

We calculated the GLF's for 31 clusters taken from the DAFT /FADA survey in the B, V,
R, and I rest-frame bands.

We used photometric redshifts computed from BVRIZJ images to constrain galaxy
cluster membership. Photometric redshifts are estimated from interpolating the spectrum
of a galaxy from its magnitudes in several bands. Figure 2.2 shows how a typical galaxy
spectrum appears at different redshifts, and how it will be covered by the SDSS optical
filters. We compute photometric redshifts using the LePhare software (Arnouts et al.
1999; Ilbert et al. 2006) which compares the measured set of magnitudes to a library
of spectral energy distributions (SED), determining the most probable redshift. Once
galaxies at redshifts close to that of the cluster are selected, we remove background
galaxies in a statistical way, using background counts from COSMOS (Ilbert et al. 2009).

We carried out a detailed estimate of the completeness of our data. This step is
important not to consider magnitude bins where no galaxies are detected, not because
they do not exist, but because data are not deep enough. We distinguished the red-
sequence and blue galaxies using a V-I versus I color-magnitude diagram. We studied the
evolution of these two populations with redshift. We fitted Schechter functions (Schechter
1976) to our stacked GLF's to determine average cluster characteristics. We then discuss
the faint end of the GLF according to the slope « in the Schechter function. a = —1
corresponds to a flat slope, while @« < —1 and o > —1 respectively correspond to an
increasing and a decreasing slope.
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Figure 2.2: Principle of photometric redshifts. The spectrum of a galaxy is interpolated
through its observation in several broad band filters. See text for details. Image taken
from the SDSS website.

Results

We find that the shapes of our GLFs are similar for the B, V, R, and I bands with a
drop at the GLF faint ends of red galaxies, that is more pronounced at high redshift:
Ored ~ —0.0 at 040 < z < 0.65 and apeg > 0.1 at 0.65 < z < 0.90. The GLFs of
blue galaxies have a steeper faint end (ape ~ —1.6) than the red GLF's, which appears
to be independent of redshift. For the full cluster sample, blue and red GLFs meet at
My = =20, Mr = —20.5, and M; = —20.3. We also found an excess of red galaxies in
clusters compared to the field, while blue galaxies have more or less identical GLFs. A
study of how galaxy types evolve with redshift shows that a large fraction of late-type
galaxies appear to become early types between z ~ 0.9 and today. Finally, the faint ends
of the red GLFs of more massive clusters appear to be richer than less massive clusters,
which is more typical of the lower redshift behavior.

Conclusions

Our results indicate that these clusters form at redshifts higher than z = 0.9 from galaxy
structures that already have an established red sequence. Late-type galaxies then appear
to evolve into early types, enriching the red sequence between this redshift and today.
This effect is consistent with the evolution of the faint-end slope of the red sequence
and the galaxy type evolution that we find. Finally, faint galaxies accreted from the
field environment at all redshifts might have replaced the blue late-type galaxies that
converted into early types, explaining the lack of evolution in the faint-end slopes of the
blue GLFs.
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ABSTRACT

Context. There is some disagreement about the abundance of faint galaxies in high-redshift clusters, with contradictory results in the
literature arising from studies of the optical galaxy luminosity function (GLF) for small cluster samples.

Aims. We compute GLFs for one of the largest medium-to-high-redshift (0.4 < z < 0.9) cluster samples to date in order to probe the
abundance of faint galaxies in clusters. We also study how the GLF depends on cluster redshift, mass, and substructure and compare
the GLFs of clusters with those of the field. We separately investigate the GLFs of blue and red-sequence (RS) galaxies to understand
the evolution of different cluster populations.

Methods. We calculated the GLFs for 31 clusters taken from the DAFT/FADA survey in the B, V, R, and [ rest-frame bands. We used
photometric redshifts computed from BVRIZJ images to constrain galaxy cluster membership. We carried out a detailed estimate of
the completeness of our data. We distinguished the red-sequence and blue galaxies using a V — I versus / colour—magnitude diagram.
We studied the evolution of these two populations with redshift. We fitted Schechter functions to our stacked GLFs to determine
average cluster characteristics.

Results. We find that the shapes of our GLFs are similar for the B, V, R, and / bands with a drop at the red GLF faint ends that is more
pronounced at high redshift: @,eq ~ —0.5 at 0.40 < z < 0.65 and ayeg > 0.1 at 0.65 < z < 0.90. The blue GLFs have a steeper faint end
(apie ~ —1.6) than the red GLFs, which appears to be independent of redshift. For the full cluster sample, blue and red GLFs meet at
My = =20, Mg = -20.5, and M; = -20.3. A study of how galaxy types evolve with redshift shows that late-type galaxies appear to
become early types between z ~ 0.9 and today. Finally, the faint ends of the red GLFs of more massive clusters appear to be richer
than less massive clusters, which is more typical of the lower redshift behaviour.

Conclusions. Our results indicate that these clusters form at redshifts higher than z = 0.9 from galaxy structures that already have an
established red sequence. Late-type galaxies then appear to evolve into early types, enriching the red sequence between this redshift
and today. This effect is consistent with the evolution of the faint-end slope of the red sequence and the galaxy type evolution that
we find. Finally, faint galaxies accreted from the field environment at all redshifts might have replaced the blue late-type galaxies that

converted into early types, explaining the lack of evolution in the faint-end slopes of the blue GLFs.

Key words. galaxies: clusters: general — galaxies: evolution — galaxies: formation — galaxies: luminosity function, mass function

1. Introduction

It is widely accepted that cluster elliptical galaxies are a pas-
sively evolving population formed at high redshift (z > 1) in
a short duration event (e.g. De Propris et al. 1999, 2007, 2013;
De Lucia et al. 2004, 2007; Andreon 2006; Muzzin et al. 2008;
Mancone et al. 2010, 2012). This scenario is strongly supported
by the lack of evolution in the colour—magnitude relation for
the bright galaxies in clusters from z = 1 to z = 0 (e.g. De Lucia
et al. 2004). However, there is still a strong debate about whether

* Appendix is available in electronic form at
http://www.aanda.org

Article published by EDP Sciences

cluster galaxies migrated from the field to clusters at lower red-
shift (z ~ 0.8; e.g. De Lucia et al. 2004, 2007; Poggianti et al.
20006) or if they joined clusters at higher redshift or still even
originally formed in clusters. This debate arises from the differ-
ent behaviours of the faint-end slope of galaxy luminosity func-
tions (GLFs) observed at high z. At low z, cluster GLFs mainly
have flat faint ends populated by low mass galaxies (e.g. Secker
et al. 1997; Rudnick et al. 2009). We note that Popesso et al.
(2006) find an upturn of the very faint population of the GLF for
M, > —18 in nearby clusters, but our data are not deep enough
to investigate this population of dwarf galaxies at high redshift.
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The faint end of GLFs is found to either decrease with in-
creasing redshift (e.g. Smail et al. 1998; De Lucia et al. 2004,
2007; Tanaka et al. 2005; Stott et al. 2007; Gilbank et al. 2008;
Rudnick et al. 2009; Vulcani et al. 2011) or remain constant with
redshift (e.g. De Propris et al. 2003, 2007, 2013; Andreon 2006).
The first type of behaviour is the most commonly observed, but
the cold dark matter scenario predicts a larger number of low
mass galaxies (Andreon et al. 2006; Rudnick et al. 2009). Thus,
additional processes are often invoked within clusters, such as
ram pressure stripping (Gunn & Gott 1972) and harassment (e.g.
Moore et al. 1996, 1998). These processes are found to weakly
affect the results in the simulation of Lanzoni et al. (2005) and
are likely to depend on mass (Muzzin et al. 2008). The study
of the abundance of faint galaxies at high redshift is the main
objective of this paper.

We also investigate whether GLFs are universal or depend
on environment. This can help us determine whether the red
cluster galaxy population originates in the field at higher red-
shift. Many studies find a universal GLF that does not depend on
environment (Lugger 1986, 1989; Colless 1989; Gaidos 1997,
Rauzy et al. 1998; Trentham 1998; Paolillo et al. 2001; Yagi et al.
2002; Andreon 2004), while others (Dressler 1978; Lopez-Cruz
et al. 1997; Lumsden et al. 1997; Valotto et al. 1997; Driver et al.
1998a; Garilli et al. 1999; Goto et al. 2002; De Propris et al.
2003; Christlein & Zabludoff 2003; Popesso et al. 2006; Muzzin
et al. 2008; Rudnick et al. 2009) observe differences between
clusters and field GLFs. The most widely observed trend is a flat-
tening of the GLF as the environment becomes less dense (see
e.g. De Propris et al. 2003 for observations and Lanzoni et al.
2005 for simulations). This behaviour could be explained by ei-
ther star formation being inhibited in dense environments (Tully
et al. 2002; De Propris et al. 2003; Muzzin et al. 2008) or merg-
ing processes being more common in the field where the relative
velocities of galaxies are lower (Menci et al. 2002). This last ex-
planation does not apply to single objects falling onto groups of
galaxies, which can trigger large amounts of star formation (e.g.
Adami et al. 2009). In addition, we note that Ilbert et al. (2005)
find a steepening of the faint end of the field GLF with increas-
ing redshift such that they do not see the usual flattening of the
field GLF at high redshift.

Additional support for the GLF dependence on the environ-
ment is the perturbation of the GLF caused by cluster merging
(e.g. Durret et al. 2010). Finally, De Propris et al. (2003) and
Bou et al. (2008) find different GLFs for cluster cores and out-
skirts. The first authors find an excess of bright galaxies in clus-
ter cores and the second a steeper faint end in the outskirts.

The Dark energy American French Team (DAFT, in French
FADA) survey is ideal for investigating the faint end of the GLF
and field to cluster differences at relatively high redshift. The
DAFT/FADA survey encompasses ~90 high-redshift (0.4 < z <
0.9) massive (M > 2x10'" M,) clusters of galaxies with Hubble
Space Telescope (HST) imaging available, and multi-band op-
tical and near infrared ground based imaging, using 4 m class
telescopes, which is now almost complete. The main goals of
the survey are to form a comprehensive database to study clus-
ters and their evolution, and to test cosmological constraints ge-
ometrically by means of weak lensing tomography. In addition
to the first DAFT/FADA paper establishing the reference basis
for the photometric redshift (hereafter photo-z) determination
(Guennou et al. 2010, hereafter G10), results concerning sev-
eral topics have been obtained by the DAFT/FADA team'.

' The current status of the survey, with a list of refereed publications,
can be found at http://cesam.lam. fr/DAFT/project.php
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An outline of the paper is as follows; we first present the
photo-z measurements and the improvements that we have made
since G10. We then describe our method for computing GLFs.
We present the optical GLFs for 31 clusters of the DAFT/FADA
survey in the 0.4 < z < 0.9 redshift range for the B, V,R, and
rest-frame bands. The cluster membership of galaxies is based
on photo-zs computed with U or B, V,R,I,Z, and J or Ks band
data and a field subtraction. We take special care to estimate
the completeness of our data, and we show that the GLFs are
strongly correlated to the 90% completeness limit. We investi-
gate average cluster behaviours by stacking them and discuss
the dependence of GLFs on cluster redshifts, masses, and sub-
structures. We compare the GLF behaviour in the cluster core
and outskirts. We also separate blue and red-sequence galaxies
to investigate the evolution of different cluster galaxy popula-
tions. Finally, we compare our cluster GLFs to the field GLFs
computed with COSMOS data (Ilbert et al. 2009) made in the
same redshift intervals. We discuss our results in light of the lit-
erature. Throughout the paper, we use the standard cosmological
model with Qy = 0.3, Qx = 0.7, and Hy = 70 kmMpc’l s

2. Photometric redshifts
2.1. Context

We measure our photo-zs as in G10, with the LePhare pack-
age (e.g. Arnouts et al. 1999; Ilbert et al. 2006a,b). We refer the
reader to these papers for details but we provide here the salient
points of the technique. The aim of the method is to compare
observed magnitudes with predicted ones created by templates,
in order to estimate the redshift and other parameters such as
the photometric type. This type varies between 1 and 31 with
the chosen templates (see below). Numbers 1-7 correspond to
early-type galaxies, numbers 8—12 to early spiral galaxies, num-
bers 13-19 to late spiral galaxies, and numbers 20-31 to very
blue galaxies. The last category corresponds to very blue tem-
plates which have been generated to compensate for the lack of
very blue templates in Polletta et al. (2006, 2007).

In a similar way to G10, we select spectral energy distribu-
tions (hereafter SEDs) with emission lines from Polletta et al.
(2006, 2007), with a Calzetti et al. extinction law (e.g. Calzetti
& Heckman 1999) applied to different galaxy classes (see be-
low).

The available spectroscopic redshift catalogues are another
important ingredient (as in G10) of our calculations. As LePhare
is able to estimate possible shifts in photometric zero points
by comparing photometric and spectroscopic redshifts (used as
training sets), this allows us to compensate for the various ori-
gins of our ground-based images. We collected spectroscopic
catalogues for all clusters in the present paper.

2.1.1. Input magnitudes

The first difference from G10 is the photometric bands that we
used. As already demonstrated, having near infrared bands is
mandatory to obtain a robust estimate of photo-zs at z > 1. In
G10, we used space based IRAC data in the infrared. We did not
do so in the present paper for the following reasons:

— These data are unavailable for the entire sample presented
here.

— The angular resolution of IRAC is very poor compared to
regular ground based data (typically 4 times worse) and this
forced us in G10 to estimate correcting factors in order not
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to be biased. These factors were typically up to 1.5 mag for
small objects.

— Another problem is the small angular extent of our clus-
ters, for which typical galaxy-galaxy separations are often
smaller than the IRAC spatial resolution, leading to consid-
erable confusion in the central parts of clusters.

— The IRAC bands are very red (3.6 and 4.5 um) compared to
the reddest optical ground based images at our disposal (typ-
ically the 7/ band at 0.9 um), leading to a large wavelength
gap, and making constraints on redshifts rather poor.

Here, we choose to use J and/or K band data instead of
IRAC data. The typical seeings vary between (0.7 and 1.2 arc-
sec. Simulations similar to the ones we performed in G10 (see
their Fig. 9) show that the shifts induced by the different spatial
resolutions will be of the order of 0.1 to 0.2 mag, which can be
easily compensated for by the capacity of LePhare to adapt the
photometric zero points when spectroscopic redshift catalogues
are available.

2.1.2. Image registration

Our data reduction procedure uses the Scamp and Swarp pack-
ages (Bertin et al. 2002; Bertin 2006) and is identical to that in
G10. We produce calibrated median images with cosmic rays
and other image defects removed.

The second difference from G10 resides in the image regis-
tration between different bands. In G10, we considered data ac-
quired by only three different instruments (IRAC, ESO/FORS2,
and CTIO/MOSAIC). It was therefore possible to align pre-
cisely all the images and to extract magnitude catalogues with
SExtractor (Bertin & Arnouts 1996) in double-image mode.

In the present paper, we consider more than three times as
many clusters (31 clusters, compared to 10 in G10) for which
we collected near infrared data, in addition to optical band data.
Owing to the relatively deep nature of our catalogues (with a
typical 90% completeness limit of I ~ 24 for stellar objects),
this represents a large survey, gathering about 350 h of observa-
tions in both hemispheres on 4 m class telescopes. Given also
that we used all possible images available in public databases
to minimize the amount of new data to be acquired, our project
involves a wide range of very different ground-based data: we
use data obtained with about 10 different telescopes and more
than 12 different cameras (see Table 1). Although we reduced
all the data from its raw form to ensure that the final imag-
ing products are as homogeneous as possible, it is impossible
to always have image astrometry more precise than 0.5 arcsec
everywhere in the fields. Our final images are sometimes still
plagued by high frequency astrometric differences of this order.
As an example, we show in Fig. 1 the astrometric diagrams for
CL JO152.7-1357, for which we collected B, V,R,i’,7/, and Ks
data at SOAR (SOI), Subaru (Suprime), and ESO (HawkI). We
see that for a non negligible number of objects, the astrometric
shift is larger than 0.5 arcsec. However, the astrometry of sources
in the data of CL J0152.7-1357 is among the poorest of all our
collated data.

2.1.3. Magnitude homogenization

As already mentioned, we have very different sources for our
images, in contrast to G10. It is obviously uninteresting to com-
pute GLFs in several bands that vary from one cluster to another.
We therefore choose to take advantage of our spectroscopic cat-
alogues and the ability of LePhare to compute magnitude zero-
point shifts. This allows us to convert our various magnitudes
homogeneously into a single system (the common system in
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Fig. 1. Astrometric shifts (e, §) for CL J0152.7-1357 between the ob-
jects detected in the i band and the B, V,R, 7', and Ks bands. The figure
at the lower right shows the histograms of the shifts between the i’ band
and the other bands.
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the following) that we choose to be VLT/FORS2 B,V,R,1,7
(AB system), and VLT/HawklI J or Ks band (Vega system).
These filter shifts are applied after the completion of the photo-z
calculations.

We therefore classify our images into several general classes.
All U- and B-like magnitudes are translated into VLT/FORS2 B,
all V- and g’-like magnitudes into VLT/FORS2 V, all R- and r’'-
like magnitudes into VLT/FORS2 R, all I- and #’-like magnitudes
into VLT/FORS?2 1, all 7’-like magnitudes into VLT/FORS?2 7/,
all J-like magnitudes into VLT/HawklI J band, and all Ks-like
magnitudes into VLT/HawklI Ks band. In the particular case of
Abell 851, we also consider the CFHT/WIRCAM Y and H bands
directly.

Since we cannot use SExtractor in double image mode here,
we choose to apply it in single image mode, computing total
magnitudes (MAG_AUTO) in each of the considered bands. We
then cross-correlate the different catalogues to generate a final
catalogue including all magnitudes for all objects, with an iden-
tification distance of 2 arcsec and a minimization of this distance
when several objects are within the same radius. This is almost
twice the maximum astrometric difference observed between the
different bands. We checked that the results obtained with this
correlation method do not differ considerably from those of a
double image mode detection by comparing the results of both
methods for clusters with imaging of good astrometry acquired
with the same camera in the 5 optical bands. Both methods agree
well except for very faint galaxies, which are detected in larger
numbers in double image mode owing to the use of the deepest
band (the i band) as the reference detection image for the double
image mode. However, this only concerns objects far below the
completeness limit of our images. In some cases, there is also a
small difference at the bright end of the magnitude distribution
because of foreground objects larger than our 2 arcsec criterion.

We also varied the MAG_AUTO minimum aperture radius
from 3.5 to 1.5 pixels to verify that we were not missing light
in faint objects, as explained in Rudnick et al. (2009). We did
not find any significant variation in the magnitude distribution
between these two radii.

2.2. Optimization and estimate of the LePhare performances
2.2.1. Zero-point shifts

We entered catalogues of galaxy spectroscopic redshifts
into LePhare to correct for small zero-point variations and
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Table 1. Data used in our present study.

Cluster RA Dec z U/B \4 R 1 z J/Ks LF
CL_0016+1609 00183333 +162635.84 0.5455 WIYN/M B (O) WIYN/M V (O) WIYN/M ' (O) WIYN/M " (O) WIYN/M Z (O) Subaruy/M Ks(A) Y
CL_J0152.7-1357 01524099 -135745.00 0.8310 SOAR/S B(O) Subaru/S V (A) Subaru/S R (A) SOAR/S I (O) Subaru/S 7 (A)  ESO/H Ks (A) N
PDCS_018 02272550 +004004.00 0.4000 CFHT/M u(A) CFHT/M ¢’ (A) SOAR/S 7 (O) CFHT/M /' (A) CFHT/M Z (O) CFHT/W J (O) Y
XDCS_cm_J032903.1 03290281 +025625.18 0.4122 CFHT/Mu (A) CFHT/M ¢ (A) CFHT/M r (A) SOAR/S i’ (O) SOAR/S Z (O)  CFHT/W J (O) Y
F1557.19TC 04 1254.69 —655057.58 0.5100 VLI/F2 B(A) VLI/F2 V (A) VLT/F2 R (A) VLI/F2 I (A) SOAR/SZ (O)  ESO/H Ks (A) N
MACS-J0454.1-0300 04541092 -030107.14 05377 VLT/F2U (A) VLT/F2 V (A) VLT/F2 R (A) VLI/F2 I (A) Subaru/S 7/ (A)  ESO/H Ks (A) Y
MACS_J0647.7+7015  064745.89 +701502.98 0.5907 WIYN/MB(O) WIYNMV(O) WIYN/MR(O) WIYN/MI(O) WIYNMZ (O) TNG/NJ(O) N
MACS_J0744.9+3927  074451.79 +392733.01 0.6860 WIYN/M B(0) WIYN/MV (O) WIYN/M R (O) WIYN/M(0)  WIYN/MZ (O) Subaru/M J(A) N
RX_J0848.8+4455 08484930 +44554598 0.5430  Subaru/S B (A) Subaru/S V (A) Subaru/S R (A) Subaru/S I (A) Subaru/S 2/ (A)  MDM/R Y (O) Y
ABELL_0851 094256.64 +465921.91 04069 CFHI/Mu(A) CFHT/M ¢’ (A) CFHT/M ' (A) CFHT/M 7 (A) CFHT/M z' (A)  CFHT/W Y (A) Y
LCDCS_0130 104041.59 -115550.98 0.7043 CTIO/M B (O) VLI/F2 V (A) VLI/F2 R (A) VLI/F2 I (A) VLT/F2 7 (A) ESO/H Ks (A) Y
SEXCLAS_12 10523820 +573049.28 0.6100 WIYN/M B(0)* WIYN/MV (O)* WIYN/MR(O)* WIYN/MI(0)* CFHT/MZ (O) MDM/RY (O) N
LCDCS_0173 10544350 -124550.00 0.7498 CTIO/M B (O) VLT/F2 V (A) VLT/F2 R (A) VLT/F2 I (A) VLT/F2 7' (A) ESO/H Ks (A) Y
MS_1054-03 105700.22 -033727.40 0.8231 VLI/F1 B(A) VLI/FL V (A) VLI/F2 R (A) VLI/F2 I (A) GTC/O Z/(0) ESO/H J (A) Y
RXC_J1206.2-0848 1206 11.97 -084800.03  0.4400 Subaru/S B (A) VLI/FL V (A) CFHT/M r’ (A) Subaru/S I (A) VLT/F2 7 (O) TNG/N J (O) Y
LCDCS_0504 121645.10 1201 17.00 0.7943  CTIO/M B (O) VLT/F2 V (A) VLT/F2 R (A) VLI/F2 I (A) VLT/F27 (A)  ESO/H J(A) Y
BMW-HRI J122657.3  122658.00 +333254.09 0.8900 Subaru/S B (A) Subaru/S V (A) Subaru/S R (A) Subaru/S 1 (A) Subaru/S z/ (A)  Subaru/M J (A) Y
LCDCS_0531 12275389 —113820.00 0.6355 CTIO/M B(0O) VLT/F2 V (A) VLT/F2 R (A) VLI/F2 I (A) VLI/F27 (A)  ESO/H Ks (A) Y
HDF:CIG_J1236+6215 123759.99 +621554.00 0.8500 CFHT/M u(A) CFHT/C V (A) Subaru/S R (A) CFHT/C I (A) Subaru/S z (A)  CFHT/W J (A) Y
MIM98_034 133513.78 +374856.30 0.5950 CFHT/M u(A) CFHT/M ¢’ (A) Subaru/S R (A) CFHT/M ' (A) Subaru/S 7 (A)  CFHT/W J (A) Y
LCDCS_0829 13473199 -114542.01 0.4510  VLT/FI B(A) VLT/F1 V (A) VLT/F1 R (A) VLT/F1 I (A) CFHT/M z’ (A) CFHT/W J (A) Y
LCDCS_0853 13540949 -123059.00 0.7627 CTIO/M B (0) VLT/F2 V (A) VLT/F2 R (A) VLT/F2 I (A) VLT/F27 (A)  ESO/H J(A) N
3C_295_CLUSTER 14 1120.15 +521209.03 0.4600 CFHT/M u(A) CFHT/M ¢’ (A) CFHT/M ' (A) CFHT/M i (A) CFHT/M ' (A)  CFHT/W J (O) Y
MACS_J1423.8+2404 14234829 +240446.99 0.5450  Subaru/S B (A) Subaru/S V (A) Subaru/S R (A) Subaru/S I (A) Subaru/S z (A)  CFHT/W Ks(A) Y
GHO_1601+4253 1603 13.82 +424536.17 0.5391  Subaru/S B (A) Subaru/S V (A) Subaru/S R (A) Subaru/S I (A) CFHT/M ' (O) CFHT/W J (O) Y
GHO_1602+4312 160425.15 +430452.71 0.8950  Subaru/S B (A) Subaru/S V (A) Subaru/S R (A) Subaru/S 7 (A) CFHT/M 7 (O)  Subaru/M J (A) N
MACS_J1621.4+3810 16212399 +381001.99 0.4650 CFHT/M u(A) Subaru/S V (A) Subaru/S R (A) Subaru/S I (A) CFHT/M z (O)  CFHT/W J (O) Y
MACS_J1621.6+3810 16213599 +381000.01 0.4610 CFHT/M u (A) Subaru/S V (A) Subaru/S R (A) Subaru/S I (A) CFHT/M ' (O)  CFHT/W J (O) Y
MACS_J2129.4-0741 21292599 07412799 0.5889  Subaru/S B(A) Subaru/S V (A) SOAR/S 1 (O) SOAR/S i’ (O) SOAR/SZ (O) CFHT/W Ks(A) Y
GHO_2143+0408 214604.79 +042318.99 0.5310 WIYN/M B(O) WIYN/MV (O) WIYN/M R (O) SOAR/S i’ (O) VLT/F2 7 (O) CFHT/W J (O) Y
GHO_2155+0334 21575537 +034751.53 04500 VLT/F2 B (0) VLT/F2 V (O) VLT/F2 R (O) VLT/F2 I (O) SOAR/S 7 (O)  CFHT/W J (O) N

Notes. (O) represents observed data and (A) data taken from archives. A * indicates that the cluster was only partially observed in the field. The last column states whether we were able
to calculate a luminosity function. The LCDCS clusters come from Gonzalez et al. (2001). For clarity, we display an abbreviated name of cameras used, such that WIYN/M corresponds to
WIYN/MiniMo, SOAR/S to SOAR/SOI, CFHT/M to CFHT/Megacam, CFHT/W to CFHT/WIRCAM, CFHT/C to CFHT/CFH12K, VLT/F1 and VLT/F2 to VLT/FORS1 and VLT/FORS2, Subaru/S
to Subaru/SuprimeCam, Subaru/M to Subaru/MOIRCS, CTIO/M to CTIO/MOSAIC, GTC/O to GTC/Osiris, ESO/H to ESO/Hawkl TNG/N to TNG/NICS and MDM/R to MDM/Red4K. In addition,
clusters XDCS_cm_J032903.1+025640 and BMW-HRI_J122657.3+333253 are respectively abbreviated to XDCS_cm_J032903.1 and BMW-HRI_J122657.3.
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Fig.2. Mean and uncertainty in the difference between the star and
galaxy spectroscopic redshift-based shifts for the different magnitude
bands considered over our 31 fields.

compute zero-point shifts when computing magnitudes in our
common system. We obviously need to estimate the typical er-
rors induced by this process.

The zero-point shift computation in LePhare is a complex in-
terplay between the selected templates, the considered redshifts,
and the selection function of the spectroscopic catalogue, which
is almost always impossible to compute precisely, owing to the
wide range of origins of our spectroscopic redshifts. As a conse-
quence, the only possible way to estimate the errors induced by
the LePhare zero-point shift computation is to consider several
catalogues of objects for which the redshifts are known.

We could have divided our galaxy spectroscopic catalogues
into several subsamples and checked the robustness of the result-
ing magnitude zero-point shifts. However, this would only have
been possible for a few clusters for which we have a sufficient
number of spectroscopic redshifts. We therefore choose another
approach, considering the only other object class for which the
redshifts are known: the stars in our fields.

We select stars with both ground-based and space-based
HST data. This is done by plotting all the detected objects in
diagrams of central surface brightness versus total magnitude.
Space-based data allow us to detect very faint stars albeit in
rather limited sky areas, while ground-based data allow us to
detect relatively bright stars across larger areas of the sky. By ap-
plying LePhare to these star catalogues and fixing the redshifts
to 0, we can compute zero-point shifts for these star catalogues.
The same is done for the catalogues of galaxies with a known
spectroscopic redshift, giving us a second estimate of the zero-
point shifts.

Both shifts have no reason to be identical, as we consider
in one case only stellar templates (which are not adapted to our
galaxy catalogues) and in the other case galaxy templates at var-
ious redshifts. However, we expect not to obtain dramatically
different values, since galaxy templates are theoretically nothing
but combinations of stellar templates.

In Fig. 2, we show the mean value and the uncertainty in
the difference between these two shifts for the various magni-
tude bands considered. As expected, the mean differences are
always smaller than 0.2 mag. Similarly, typical uncertainties in
the mean differences are of the order of 0.2 mag. The numbers
of spectroscopic redshifts and stars used in the calibration are
given in Fig. 3. On the one hand, this shows that we cannot ex-
clude the hypothesis that the two shifts are the same, whatever
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Fig. 3. Top: mean and uncertainty on the difference between the star
and galaxy spectroscopic redshift-based shifts in the / band versus the
number of spectroscopic redshifts available over our 31 fields. Bottom:
histogram of the number of stars used for the calibration of each cluster.

the photometric band. On the other hand, this also means that
given the uncertainties in the differences, it would be incorrect
to use only star catalogues to estimate the zero-point shifts of
our galaxy catalogues. A 0.2 mag shift is indeed large enough to
induce significant errors in our photo-z estimates (see e.g. G10).
Thus, star-based zero-point shifts were only used to roughly as-
sess the spectroscopic redshift based shifts.

We also test how varying the number of spectroscopic red-
shifts affects our photo-z estimates. In Fig. 3, we plot the mean
and uncertainty in the difference of the two shifts in the 7 band
for different numbers of spectroscopic redshifts available in the
considered catalogues. Except for the very sparse spectroscopic
catalogues (<10 redshifts) with uncertainties of about 0.3 mag,
all shift differences are consistent with zero and all uncertainties
are smaller than 0.2 mag. We therefore choose to consider only
clusters for which we have at least 10 spectroscopic redshifts
along the line of sight.

To conclude, our method of translating all our magnitudes
to a common system is robust, but cannot be efficiently ap-
plied without spectroscopic catalogues of at least 10 galaxies per
cluster.

2.2.2. Extinction and photometric redshifts

One of the main results of G10 was that the precision of our
photometric redshifts was sometimes degraded by a factor of
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Fig. 4. Photometric versus spectroscopic redshifts when allowing ex-
tinction in all galaxies (leff) or only in spiral galaxies (right) for the
MS1054-03 field. The full lines show the lines of equality of the photo-
metric and spectroscopic redshifts and the dotted lines show the scatter
at +0.2. See text for details.

two when considering cluster galaxies (see also Adami et al.
2011). This is probably due to a lack of galaxy templates typ-
ical of high density regions. Even the reddest galaxy templates
are sometimes not red enough. Indeed, the mean type of cluster
galaxies is 15 when taking all galaxies into account and 22 when
taking only galaxies with photo-zs differing from spectroscopic
redshifts by more than 1o. These numbers highlight the lack of
red templates (templates get bluer from type 1 to 31), and force
LePhare to increase the galaxy redshifts.

In this framework, we note that in G10, we allowed LePhare
to include extinction only in spiral galaxies. This was in good
agreement with the galaxy properties generally observed, even
though early-type galaxies are not always unobscured (e.g.
Martini et al. 2013). Here, we allow LePhare to artificially in-
troduce extinction in early-type galaxies, permitting galaxy tem-
plates to become redder. We are aware that this artificial extinc-
tion might not be physical but we choose to apply it nonetheless
because it significantly improves the accuracy of our photo-zs.

To illustrate the effect of this approach, we show the exam-
ple of MS 1054-03 at redshift z = 0.8231. The extinction in the
I band is 0.3 = 0.3 mag for early types and 0.4 + 0.3 mag for
late types. Figure 4 shows the photometric versus spectroscopic
redshifts when allowing extinction only in spiral galaxies and
in all galaxies. We achieve a higher photometric redshift accu-
racy when allowing extinction also in early-type galaxies. More
quantitatively, the dispersion in the mean difference between the
photometric and spectroscopic redshifts of cluster members is
Tlzo—zpeel = 0-20 when allowing extinction in early-type galax-
ies, while it is 0.30 when allowing extinction only in late-type
galaxies. We therefore improve the quality of our photometric
redshift estimates in the cluster by ~50% when allowing ex-
tinction in early-type galaxies. Outside the cluster, the effect is
clearly less evident because the dispersion in the mean difference
between photometric and spectroscopic redshifts is 0.22 when
permitting extinction in early-type galaxies and 0.21 when al-
lowing extinction only in late-type galaxies.

Permitting extinction in early-type galaxies therefore does
not drastically change photometric redshifts outside the cluster
but increases their accuracy by 50% within the cluster, enabling
us to reach the same precision inside and outside the cluster.
Furthermore, the number of catastrophic errors inside the clus-
ter is reduced by more than 25% when extinction is allowed in
early-type galaxies.

2.2.3. Photometric redshift quality

We now discuss the quality of our photometric redshifts and
compare our results with those of G10. The dotted lines in Fig. 5

A116, page 6 of 24

. e e B B Bt B
0.6 — =
0.4 : =
N r -
<} L N
0.2 — ; -
o L T T T O IO \7
21 22 23 24 25
I
\ \
0.4 E .
. i : il
o :

0.2

Photoz

Fig.5. Top: mean individual photo-z uncertainties as a function of
I magnitude in three redshift intervals, colour coded as: blue: z = [0.;
1.05], green: z = [1.05; 2.0], red: z = [2.0; 2.5]. Bottom: mean individual
photo-z uncertainties as a function of photo-z for various / magnitude
intervals, colour coded as: blue: I = [19.5; 22.5], red: F814W = [19.5;
24.5]. The vertical dotted line shows the z < 1.5 limit we suggested to
adopt in G10. In both plots, dotted lines correspond to G10 and con-
tinuous lines to the present work. The black curves correspond to the
CFHTLS with I < 22.5 and z < 1.05 and should be compared with the
blue curves (see text for details).

come from G10 with slightly different redshift and magnitude
intervals. At z < 1.5 and I < 22.5, our photometric redshifts
have slightly smaller uncertainties than those of G10. The im-
provement is much more significantat / > 22.5 and z > 1.5.

We also compare our photo-zs to those of the CFHTLS
(Coupon et al. 2009). To do so, we select cluster galaxies in
the XXM-LSS survey (e.g. Adami et al. 2011) with spectro-
scopic redshifts and check their corresponding photo-zs in the
CFHTLS. We then calculate the photo-z uncertainties for this
sample (I < 22.5 and z < 1.05) using LePhare and plot them in
Fig. 5. The precision of our photo-zs is comparable to that of the
CFHTLS, and becomes higher for redshifts higher than z = 0.8
owing to the use of near infrared data.

Similarly, we reproduce Figs. 14 and 15 of G10 in Fig. 6, us-
ing data drawn only from spectroscopic catalogues. We find that
our present photometric redshift computations lead to a modest
improvement in the photometric redshift quality for field galax-
ies. However, cluster galaxy photometric redshifts are systemat-
ically improved for early-type galaxies, as expected, thanks to
the extinction artificially allowed for such types.

As a conclusion, the present photometric redshift compu-
tations allow us to achieve a constant photometric redshift
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Fig. 6. Reduced o of photo-zs versus / band absolute magnitude (top) and versus galaxy photometric type T (bottom). Left: field galaxies, and
right: cluster galaxies inside a 1 Mpc radius. Error bars for the reduced o are Poissonian and therefore directly proportional to the inverse square
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distributions in the selected type bins ([1; 7], [8; 12], [13; 19], [20; 31]). Crosses correspond to the G10 values, and circles to the present values.
Shifts in types and magnitudes arise from plotting average values for two different samples. Refer to Sect. 2.1 for details of the photometric types.

precision of o, ~ 0.06 for all galaxy environments (field or clus-
ter), magnitudes, and galaxy types.

2.2.4. Improvement achieved by the use of more than one
near infrared band

While the interest of having several near infrared bands is evi-
dent at z > 1, the effect at z < 1 (where all our clusters are) is not
so clear. We test this with Abell 851. This cluster has a compre-
hensive range of data, with Y, J, H, and Ks near infrared bands
available. Our spectroscopic redshift catalogue typically extends
fromz ~ 0.2 to z ~ 0.8, so is perfectly suited to testing the photo-
metric redshift quality over the entire redshift range covered by
our cluster sample. We therefore compute photometric redshifts
for this cluster by considering, in addition to the optical bands,
the z band, then the 2z’ and Y bands, the 7/, Y, and J bands, the
7/, Y, J, and H bands, and finally the 7', Y, J, H, and Ks bands.

The mean photometric redshift precision (with catastrophic
errors removed) between z = 0.2 and 0.8 does not depend signif-
icantly on the number of near infrared bands included. However,
the number of completely wrong photometric redshifts (i.e. for
which the difference between the spectroscopic and photometric
redshift is greater than 0.3) tends to increase when the number
of bands decreases. In the case of Abell 851, this percentage is
close to 25% when at least one band is used among Y, J, H, or

Ks, in addition to B, V,R, I, and 7/, while it suddenly jumps to
38% when only B, V,R, I, and 7’ are used.

This shows that within the redshift range considered (typi-
cally z < 1), the photo-z accuracy is not significantly improved
by collecting data for more than one band among Y, J, H, or Ks.
However, including data for at least one of these bands will no-
tably diminish the number of catastrophic errors.

3. Galaxy luminosity functions

We now compute the B, V,R, and [ rest-frame band GLFs for
31 clusters, using photo-zs to estimate the cluster membership
of galaxies.

We consider that a galaxy belongs to the cluster when its
photo-z is within a +0.2 interval centred on the cluster redshift.
Once a galaxy is identified as a potential cluster member, we
set its photo-z to the cluster redshift and re-run LePhare to ob-
tain better estimates of redshift dependent parameters (such as
absolute magnitude, colour, k-correction, etc.). We then subtract
galaxy field counts measured in the same redshift interval using
COSMOS data (Ilbert et al. 2009) to exclude galaxies at +0.2
from the cluster redshift that are not cluster members.

When single band catalogues are merged to estimate galaxy
photo-zs, all objects that are not detected in every band are
rejected from the catalogue. Galaxies missed in this approach
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are mainly very faint galaxies, and we need to correct for this in-
completeness to have the same number of galaxies in each band
than in the original single band catalogue. Schechter functions
are fitted up to the limiting magnitude at which our galaxy cat-
alogues are 90% complete. We measure the completeness inde-
pendently within each image by inserting and re-detecting stars
simulated with the image point spread function (PSF). We obtain
the 90% completeness limit in absolute magnitude by applying
the k-correction and distance modulus.

Further details of our analysis are described step by step in
the rest of this section.

3.1. Completeness

For each image, we first measure the PSF by fitting the stars with
a Gaussian light distribution using the PSFEx software (Bertin
2011). With this PSE, we can model a set of Gaussian stars of
various magnitudes. For each bin of 0.5 apparent magnitude, we
simulate a hundred stars, insert them into the image, and try to
re-detect them with SExtractor. The 90% completeness limit cor-
responds to the faintest magnitude bin in which we still re-detect
at least 90 stars. This star completeness limit can be transformed
to an approximate galaxy completeness limit by subtracting 0.5
from the magnitude (e.g. Adami et al. 2006).

In some cases, it is impossible to measure the PSF accurately
because there are too few stars in the field. We then take the mag-
nitude of the bin just brighter than the peak of the selected band
magnitude histogram to be the 90% completeness limit. We veri-
fied that in most cases both methods give the same completeness
limit estimate for the clusters for which it was possible to mea-
sure the PSF in the 7 band. The I band completeness limits for
both methods are equal for 40% of the clusters and always differ
by less than 1 mag. The average galaxy 90% completeness limit
of our sample in the / band is 23.2.

We then translate these apparent magnitude completeness
limits to absolute magnitude completeness limits by applying
the k-correction and distance modulus. LePhare uses galaxy
SED model libraries to estimate the theoretical k-corrections,
which depend on galaxy types and redshifts. For each type, we
measure the mean and the dispersion of the k-correction over
galaxy templates in a redshift range of +0.1 around the clus-
ter redshift. This redshift interval is narrower than the one cho-
sen for cluster membership to avoid too much contamination
from foreground and background galaxies. The redshift range
for cluster membership is larger as we then subtract field counts.
We then define our corrections to be the mean values plus 20
to be representative of 95% of our galaxy population. To keep
a 90% completeness limit for all types of galaxies, the final k-
corrections are set to the maximal values over all types. This step
is illustrated in Eq. (1), where Cx and C, are the completeness
limit in absolute and apparent magnitude in the x band, DM(z)
the distance modulus, k,(z) the k-correction in the x band at red-
shift z, and T the galaxy type:

Cx=Cy—DM(z) - Il’l]E}X ((kk(Z» + 20'/("(1)) . (1)

3.2. Computation of galaxy luminosity functions

‘We use the output catalogue of LePhare with photo-zs, positions,
magnitudes, and absolute magnitudes for the B, V,R, I, Z, and J
or Ks band data acquired by the original telescopes, and the mag-
nitudes computed as if they had been observed with the VLT fil-
ters. We remove objects near saturated stars identified by eye in
all our catalogues. Some stars are not assigned a null photo-z
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by LePhare. We then add an 7 band central surface brightness
versus magnitude criterion to remove those stars. We correct for
the dust extinction of the Milky Way using the cirrus maps of
Schlegel et al. (1998). We assume that this correction is constant
over each field and take the mean value of the extinction map
area corresponding to the cluster position. This assumption is
validated by the small area of our clusters compared to the res-
olution of the extinction maps. A cluster rarely occupies more
than 4 x 4 pixel area of the cirrus map.

When combining all catalogues into a single one, we delete
objects that are not detected in all 6 bands. We can estimate
this loss of galaxies by comparing the number of galaxies in
the merged catalogue to the single band catalogues. We first re-
move stars in single band catalogues using a surface brightness
to magnitude diagram. This step mostly eliminates some very
bright objects (bright and saturated stars) and faint spurious de-
tections. We then measure the ratio of the numbers of galaxies
from each of the single band catalogues to the combined cata-
logue in bins of 0.5 apparent magnitude. As we do not have the
redshifts of the galaxies for which we wish to account for by ap-
plying this incompleteness correction, we apply these ratios as a
weight coefficient to all galaxies belonging to the same apparent
magnitude bin. Owing to the application of a k-correction, galax-
ies in the same apparent magnitude bin do not necessarily lie in
the same absolute magnitude bin. Thus, applying this corrective
factor directly to the magnitude bins instead of applying it to
each galaxy would distort the absolute magnitude distribution.
As we perform this correction on single band catalogues, we use
the apparent magnitudes measured within the images. All subse-
quent steps are done using the magnitudes simulated by LePhare,
which are as if they had been acquired with the VLT. This allows
a more reliable comparison of clusters with each other.

We select galaxy cluster members as galaxies with photo-zs
of +0.2 around the cluster redshift. We verify in a V — I versus
I colour—magnitude diagram that this subsample has a red se-
quence that agrees with that of simulated elliptical galaxies of
Bruzual & Charlot (2003) at the cluster redshift. Once this pre-
selection is done, we fix galaxy redshifts to the cluster redshift
and re-run LePhare on this subsample without varying photo-zs.
This allows LePhare to determine both the k-corrections and the
absolute magnitudes of the cluster members more accurately be-
cause they are redshift dependent properties. The k-correction
strongly depends on redshift at high redshift (Chilingarian et al.
2010). For example, mistaking a galaxy at z = 0.4 with a galaxy
at z = 0.5 leads to a difference of 0.3 mag in the r band for an
elliptical galaxy and 0.2 for a spiral galaxy, when adopting the
galaxy colours g—r = 1.5 and 0.9 given in Fukugita et al. (1995)
and using the on-line k-correction calculator of Chilingarian?,

We then perform a field galaxy background subtraction us-
ing COSMOS data (Ilbert et al. 2009), which are suitable for
this subtraction because they include our redshift range and have
accurate photo-zs. We first convert COSMOS magnitudes into
our own set of filters by applying a correction factor that de-
pends on galaxy type and redshift. Magnitudes in the COSMOS
catalogue are already corrected for dust extinction. To avoid
any k-correction effect, we do the background subtraction in
apparent magnitude. Indeed, for our clusters, we compute the
k-correction by setting all galaxies to the cluster redshift, while
in COSMOS we have access to the k-correction of galaxies at
their own photo-z. We apply the same photometric redshift cut
applied to select our cluster members. We then count cluster
and field galaxies in bins of 0.5 mag and apply a weight to all

2 http://kcor.sai.msu.ru/
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galaxies in each bin equal to the ratio of cluster to field galax-
ies in the bin. Field counts are first normalized to the cluster
area assuming that the COSMOS field of view is 1.73 deg? after
eliminating the masked regions. This subtraction removes line
of sight galaxies that are in our cluster redshift interval. Owing
to the relatively small fields covered by our J band data, field
counts cannot be estimated from our images, hence we use ro-
bust field counts taken from the literature. For the same reason,
we are unable to investigate the properties of clusters at very
large radii. We assume that our clusters lie in a region of ra-
dius 1 Mpc around their optical centre (position of the BCG or
in some cases barycentre of bright galaxies). Once field counts
are subtracted, we normalize GLFs by dividing by the 1 Mpc
area converted to square degrees. We choose this normalization
to compare our results to those of other authors who calculated
GLFs normalized to 1 deg”.

We study the behaviour of clusters by fitting their B, V, R,
and I band GLFs with a Schechter function (Eq. (2), Schechter
1976):

* a+l *
N(M) = 0.41og(10)¢" [1074* =) " exp (—10%407=M) (2

where ¢* is the characteristic number of galaxies per unit
volume, M* the characteristic absolute magnitude, and « the
faint-end slope of the GLF. We obtain these three parameters
by applying a y*> minimization algorithm. The error bars in these
parameters are given by the covariance matrix (i.e. the second
derivative matrix of the y? function with respect to its free pa-
rameters, evaluated at the best parameter values).

Since our clusters are rather distant, the numbers of points
available to fit their GLFs do not justify the inclusion of a second
function (either a second Schechter function, or a Gaussian) to
fit our data, as sometimes found in the literature. Since we are
particularly interested in the faint-end slope of the GLF, a single
Schechter function is therefore appropriate.

3.3. Red-sequence and blue galaxy luminosity functions

To understand clearly the cluster properties, it is interesting to
study their different galaxy populations. To do so, we need to
distinguish the red sequence (RS) from the blue galaxies. The
first roughly correspond to early-type galaxies and the second to
late types.

To perform this separation, we use a V — [ versus [
colour—magnitude diagram plotting only galaxies selected as
cluster members based on their photo-zs. As it has been ob-
served that the RS slope does not evolve across our redshift range
(e.g. De Lucia et al. 2007), we assume a fixed slope of —0.0436,
as in Durret et al. (2011). For the ordinate of the RS, we first
interpolate the elliptical galaxy colour value given in Fukugita
et al. (1995) to each cluster redshift and select a wide RS with a
width of 0.6 in magnitude. We then fit this preliminary RS with
a free ordinate to get the final RS equation on which we set the
smaller width of 0.3 used in De Lucia et al. (2007). We check
that slightly modifying the value from Fukugita et al. (1995)
does not significantly affect our RS selection: a shift of 0.2 to
our first ordinate estimate results in only a few galaxies chang-
ing their population type.

Once we select our two galaxy populations, we compute
GLFs for each population following the same method used for
the whole sample. Field galaxies are separated using the red se-
quence calculated for each cluster.

The upper absolute magnitude limit for the Schechter fit is
the magnitude corresponding to the 90% completeness and the

lower limit is set to the magnitude of the cluster BCG, which
is defined to be the brighest red sequence galaxy in the I band.
Blue galaxies brighter than the BCG are removed as they are
probably foreground galaxies incorrectly assumed to lie at the
cluster redshift.

4. Results on galaxy luminosity functions

We present in this section our fitted Schechter functions to the
GLFs of our clusters. We first analyse our fits to individual clus-
ter GLFs and then study average behaviours by stacking the
GLFs of several clusters. We consider the dependence of the
Schechter parameters on redshift, mass, and cluster substructur-
ing when our GLFs are stacked. For the stacked GLFs and their
dependence on environment, we also derive GLFs for blue and
red-sequence populations. To separate clusters in terms of red-
shifts, masses, and substructures, we limit our analysis to the
RS galaxy population as there are too few blue galaxies for the
considered number of clusters. This study will be conducted in
a future paper when we have data for more clusters in hand.

4.1. Individual cluster GLFs

We discuss individual cluster GLFs fitted with a Schechter func-
tion to the 90% magnitude completeness limits. These fits are
done in the B, V,R, and I restframe bands and separately for
red-sequence and blue galaxies. Two of our GLFs are shown in
Fig. 7. All individual GLFs, and their Schechter fits when pos-
sible, are displayed for blue and RS populations in Appendix A
(Fig. A.1 and Table A.1). As in Fig. 7, we only show galaxy
counts when the selected cluster population has more than
20 members after removal of the background. We only display
Schechter fits when they converge. In many cases, the fits in-
deed do not converge, probably because the completeness limit
is too bright, even when the clusters have a relatively high num-
ber of galaxy counts. We display these clusters novertheless in
Table A.1, as they are included in the stacked GLFs.

Figure 7 displays the GLFs for two clusters that span our
redshift range: CL0O016+1609 at z = 0.55 and LCDCS0504 at
z = 0.79. CLO016+1609 represents our low-redshift clusters. We
find rather flat RS GLFs but note the small decrease at the faint
end characterized by an a parameter of about —0.5 in the V, R,
and [ restframe bands. In most of our low-redshift clusters, the
observed cluster members lie primarily on the RS and too few
blue galaxies are available to produce a blue GLF. LCDCS0504
represents our high-redshift clusters. Its RS GLFs sharply de-
cline at their faint end. In contrast, its blue GLFs are rather flat
except in the B band. For the high-redshift clusters, there are
sometimes insufficient RS galaxies to obtain GLFs, as here in
the B band. The large uncertainties in both counts and Schechter
parameters highlight the need for stacking to draw any clear con-
clusion about the GLF behaviour.

For some clusters, the completeness limit is too bright to per-
mit GLF fitting, especially for high-redshift clusters. This is true
for CL_J0152.7-1357 and LCDCS 0853 for which deeper im-
ages would be required. Sometimes, the galaxy counts are too
low to allow any fit of the GLF, placing in doubt the high masses
assumed for these clusters. The masses we considered to select
the DAFT/FADA clusters are drawn from X-ray surveys. The
X-ray selection is often assumed to be superior to optical se-
lection, because the X-ray flux is proportional to the gas density
squared, while the rest-frame optical flux is roughly proportional
to the galaxy density. However, compact X-ray sources may not
have been subtracted reliably from many X-ray observations of
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Fig.7. Our GLFs in the B, V, R, and [ rest-frame bands (from left to right) for CL0016+1609 (top) and LCDCS0504 (bottom). Red and blue points
correspond to red-sequence and blue GLFs normalized to 1 deg®. The red vertical lines indicate the 90% completeness limit. The red and blue
curves show the best Schechter fits to red-sequence and blue galaxies, and the faint-end slope parameter () is displayed in the corresponding
colour. Only galaxies brighter than the 90% completeness limit are taken into account in the fits. In addition, we display GLFs only when more
than 20 cluster galaxies are within the colour RS or blue bins and after subtracting the field.

our clusters (especially for ROSAT data), leading to overesti-
mates of the cluster X-ray masses. This is true in particular for
MACS J0647.7+7015, for which a bright source is very near the
cluster in the XMM image. Clusters with a similarly small num-
ber of galaxy counts are F1557.19TC, MACS J0647.7+7015,
MACS J0744.9+3927, SEXCLAS 12, GHO 1602+4312, and
GHO 2155+0334. We eliminate them from our analysis.

As shown in Table A.1, the Schechter parameters derived for
individual clusters can differ, even after removing the problem-
atic clusters. The large error bars are due to the use of Poissonian
errors and the large photo-z interval for cluster membership se-
lection which causes more background galaxies to be subtracted.
In the following parts we stack these clusters to study how the
cluster properties depend on average on redshift, mass, substruc-
tures, and environment.

4.2. Stacked GLFs

We stack our clusters using the standard Colless method (Colless
1989) described in Popesso et al. (2006). The idea is to average
cluster counts in each magnitude bin including all clusters that
are 90% complete in this bin. Clusters first have to be normalized
to the same area, chosen to be 1 degz, and to a fixed richness.
This richness is set to the number of galaxies detected to the
completeness limit that encloses 90% of our sample. We do not
choose our worst completeness limit because this would result
in too few galaxies for the normalization. Also, we only include
clusters that have more than 20 galaxies above the background
for a given galaxy population (red or blue), to avoid a domination
of the stack by the poorest clusters.

This method allows us to use the maximum amount of in-
formation for all our clusters. A more classical method would
remove the information for the most complete bins as we would
only be able to stack clusters reaching the same completeness
limit. We could also stack different numbers of clusters for dif-
ferent completeness limits. This approach would allow to better
control the evolution with completeness but it would generate
many sets of figures partially containing the same information,
thus affecting the legibility of the results.
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For any method, the more complete our data, the farther we
are from an average cluster. In a standard method, this problem
affects only the stacks with the fewer clusters, while with the
Colless method it affects the faintest bins of the GLF. We investi-
gate this bias by stacking fixed numbers of clusters in each stack.
We find that for the same completeness limit the stacked GLFs
do not change much once we have four clusters in the stack.
Thus, we require to have at least four clusters in each magni-
tude bin to take into account in the Colless stack, to avoid being
dominated by individual cluster behaviours.

Error bars are calculated using the y? fit to our galaxy counts
normalized to 1 deg®. Galaxy counts and their errors are summed
following Eqgs. (3) and (4) below, where N(j) and o(j) are the
stacked galaxy counts and galaxy count errors in magnitude bins
J» the index i indicates single cluster values, S is the area of clus-
ter i, N.(j) the number of clusters in bin j, and Ny; and (No(j))
are the richness of the cluster i and the mean richness of clusters
in bin j:

~_ No()) o Ni())
ND= Ny 245Ny ©
.
oy = ) “

Ne())

Individual variances are weighted by the square of the cluster
area, as for the galaxy counts, and not simply the area. This is
to retain the Poissonian distribution of the counts. We also fit
Schechter functions to the stacked GLFs.

Stacked GLFs are shown in Fig. 8 for the RS and blue pop-
ulations of the full cluster sample in the B, V, R, and I restframe
bands. Results of their best Schechter fits are given in Table 2,
along with the 90% completeness limit, the numbers of clusters
in the stack, and the mean redshifts of the clusters in the stack.

We see a common behaviour for the V, R, and I bands. The
RS GLF is close to that at low redshift but with a slight decline
at the faint end. M* is almost the same for the three bands and
«a is slightly higher in the 7 band than in the other two bands.
The blue GLFs are also very similar for these three bands, with
steeper faint ends. In the 7/ band, however, blue galaxy counts
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Fig. 8. Our GLFs in the B, V, R and I rest-frame bands (from left to right) for clusters stacked together. Red and blue points respectively correspond
to red-sequence and blue GLFs normalized to 1 deg. The red and blue curves show the best Schechter fits to red-sequence and blue galaxies and
the red and blue vertical lines indicate the corresponding 90% completeness limits. The slope of the fit a is given for each population. Refer to

Table 2 for all Schechter fit parameters.

Table 2. Parameters of the best Schechter function fits for stacked cluster GLFs normalized to 1 deg” for red-sequence and blue galaxies.

Nclus Comp <Z> @ M* ¢* (deg_z)
All clusters red-sequence GLFs
B 14 -18 0.61 -0.42 +0.17 -20.6+0.2 8837 + 1456
\%4 16 -185 0.58 -0.81+0.10 -220+02 3434 £ 671
R 16 -19 0.58 -0.80 +0.14 -224+02 3059 +690
1 13 -19.6 054 -0.37 +0.18 -220+02 6204 £930
All clusters blue GLFs
B 5 -20.5 0.70 -1.58 +0.72 -229+ 1.7 1888 +4514
\%4 6 -19.5  0.62 -1.63 +0.35 -237+2.1 238 + 555
R 6 =20 0.62 -1.32+0.36 -224+05 1163 +880
1 7 -195 053 -1.81 £0.22 241+ 1.7 104 + 209

Notes. “N,,” is the number of clusters in the stack, “Comp” is the 90% completeness limit and “(z)” is the mean redshift of the stack. See Fig. 8

for the GLF plots.

are smaller: as expected, blue galaxies are fainter in redder pho-
tometric bands. Blue and red GLFs cross at around V = 20,
R = -20.5, and I = —20.3. These results represent clusters of
mean redshift about z = 0.6. Results are quite different for the
B band. The RS GLF also has a shallow decline at the faint end
but the blue counts are higher than the red ones, implying that
the blue galaxies are indeed brighter in the bluer bands.

There is also an excess of red-sequence galaxies at the bright
end compared to the Schechter function, especially for the B
and 7 bands. This kind of excess is often observed in clusters
and some authors prefer to fit GLFs with a combination of a
Schechter and a Gaussian (e.g. Biviano et al. 1995). However,
this excess is puzzling for the B band, leading to very bright
red-sequence galaxies for this optical band. This distribution of
bright galaxies probably results from a complex interplay of in-
trinsic properties and applied k-correction. On examining the im-
ages, we indeed found that some BCGs appearing very bright in
the 7 band are quite faint in the B band compared to other bright
galaxies. The bright end of the red-sequence B band GLF is then
dominated by the k-correction factor, which can be as high as
3 mag at these redshifts. It would be very useful to compare
bright cluster galaxies in the B and I bands but this is beyond
the scope of this paper. In the present study, we merely conclude
that a Schechter function cannot simultaneously fit the bright and
faint ends of the B band RS GLFs. In the rest of the paper, we
concentrate mainly on the faint end of the GLFs, which is well
constrained.

We wish to highlight several caveats of our method. The
number of clusters with a sufficient number of blue galaxies to be
stacked is two to three times lower than the number for RS galax-
ies. Thus, the blue GLFs are far more poorly constrained, as can
be seen from their larger error bars for their best fit Schechter
function parameters. In addition, as we used only clusters with

a sufficient number of galaxies for each population, the RS GLF
is biased toward red-galaxy rich clusters and the blue GLF to-
ward blue-galaxy rich clusters. It would be more rigorous to
consider the same clusters in both subsamples, but this would re-
quire deeper images. As a sanity check, we compared our GLFs
with those obtained by considering only the few clusters pre-
senting both large red and blue populations. Results are in good
agreement, but error bars on the latest GLFs are much larger due
to the very low number of clusters in the stack. When applying
the Colless method for stacking, data for different clusters are
stacked in different magnitude bins. As our survey spans a large
redshift range (0.4 < z < 0.9), each magnitude bin has a different
mean redshift. Since the completeness limit is brighter for high-
redshift clusters, the faint end of any stacked GLF will be domi-
nated by lower redshift clusters. In the next subsection, we study
GLFs in separate narrower redshift ranges to avoid this problem.
We compare our stacked GLFs with field GLFs in Sect. 5.2.

4.3. Evolution of GLFs with redshift

To investigate the evolution of the GLF with redshift, we ap-
ply the same analysis as previously, but separate our clusters be-
tween low (0.4 < z < 0.65) and high (0.65 < z < 0.9) redshifts.
We obtain about 13 low and 4 high-redshift clusters, which each
have more than 20 red-sequence galaxies depending on the pho-
tometric band. Unfortunatly, there are an unsufficient number of
blue cluster galaxies to fit blue GLFs for these two redshift in-
tervals. Our results for red-sequence galaxies are displayed in
Fig. 9 and Table 3.

For the low-redshift sample, the faint end of the GLFs is
similar to that of the stacked GLF for all clusters. This is evi-
dent from the similarity of the @ parameters for both samples
(Tables 2 and 3). This means that the faint end of our stacked
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Fig. 9. Evolution of red-sequence GLFs with redshift in the B, V, R and I rest-frame bands (from left to right) for clusters stacked together. The first
line of figures is for clusters with redshifts 0.40 < z < 0.65 and the last line of figures is for clusters with redshifts 0.65 < z < 0.90. Red crosses
are red-sequence GLFs normalized to 1 deg?. The vertical red lines indicate the 90% completeness limit. Red curves are the best Schechter fits
to red-sequence galaxies. The slope of the fit « is given with the number of clusters and the mean redshift of the stack. Refer to Table 3 for all

Schechter fit parameters.

Table 3. Parameters of the best Schechter function fits for stacked cluster GLFs normalized to 1 deg? for red sequence.

Nclus Comp <Z> a M* ¢* (deg_z)

Clusters at red-sequence GLFs

0.40 <z<0.65

B 11 -18 0.52 -0.59 +0.19 -20.5+03 6278 + 1366
Vv 13 -185 050 -0.74 +0.11 -21.6+0.2 4062 + 724
R 13 -19  0.50 —-0.66 +0.15 -219+02 3898 +734
l 11 -195 0.49 -0.16+0.18 -21.6+0.2 7101 + 747
Clusters at red-sequence GLFs

0.65 <z<0.90

B 4 -195 0.84 1.71 £ 0.72 -20.6+0.5 3476 +2285
1 4 20  0.84 0.64 +0.49 -22.0+04 5936 + 1130
R 4 =215 0.84 0.15 +1.01 -224+1.0 4795 +972
1 3 225 0.84 023 +1.24 -229+0.6 4212 + 1605

Notes. The fop part is for clusters with redshifts 0.40 < z < 0.65 and the bottom is for clusters with redshifts 0.65 < z < 0.90. “N,” is the number
of clusters in the stack, “comp” is the 90% completeness limit and “(z)” is the mean redshift of the stack. See Fig. 9 for the plots of the GLFs.

GLF for all clusters is dominated by the low-redshift clusters.
This is not surprising as there are fewer high redshift clusters
than low-redshift ones. In addition, low-redshift clusters tend
to have fainter completeness limits, hence are more likely to
contribute to the faintest bins of the GLF than the high-redshift
clusters.

The red GLFs of high-redshift clusters decline far more
sharply at their faint end than the low-redshift clusters. The a pa-
rameter is significantly higher even with those large error bars.
On the other hand, M* is slightly brighter than at low redshift
and equal to that for the fit of all clusters taken together, mean-
ing that the bright end is dominated by the high-redshift clusters.
There may be more bright galaxies in high redshift clusters but
this result can also be due to the k-correction which is higher
for high-redshift clusters and tends to distort the bright end of
the GLF such that the Schechter function is not appropriate any
more. This can be clearly seen in the B band where there is a
significantly larger number of red bright galaxies than predicted
by the Schechter fit. The best-fit Schechter parameters for the
B band are therefore unreliable for our high-redshift sample. We
also note that there are very few clusters at high redshift, so that
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we need to target more high-redshift clusters to decrease the er-
ror bars in both the galaxy counts and Schechter parameters. In
this particular case we took into account every magnitude bin
with at least two clusters, a number that could be increased if we
observed more clusters.

These dependences of the GLF properties on redshift are in-
terpreted in terms of physical processes in our discussion.

We also note that overestimating the completeness limit in
apparent magnitude would also lead to a sharp decline in the
faint end of GLFs. This drop would also increase with redshift,
because the completeness limit in absolute magnitude would be
brighter at high redshift. Since we compute accurate 90% com-
pleteness limits for every image, we should not be affected by
this effect.

4.4. Dependence of GLFs on cluster X-ray luminosity

We can similarly investigate the dependence of the GLF on
a mass proxy. To achieve this, we separate clusters accord-
ing to their X-ray luminosity, as measured in Guennou et al.
(2014) who analysed the XMM-Newton data available for
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Fig. 10. Dependence of red-sequence GLFs on cluster X-ray luminosity in the B, V, R, and [ rest-frame bands (from left to right) for clusters stacked
together. The top line is for clusters with X-ray luminosities 8 x 10% < Ly < 10* ergs™! and the bottom line is for clusters with X-ray luminosities
Lx > 10 ergs™!. Red crosses are red-sequence GLFs normalized to 1 deg?. The vertical red lines indicate the 90% completeness limit. Red
curves are the best Schechter fits to red-sequence galaxies. The slope of the fit « is given with the number of clusters and the mean redshift of the

stack.

42 DAFT/FADA clusters to derive their X-ray luminosities
and temperatures, and search for substructures. We have about
5 clusters with a luminosity greater than 10 ergs~! and 4 with
a lower luminosity depending on the considered optical band.
These numbers are for RS galaxies; we do not have enough clus-
ters with more than 20 blue galaxy members to compile blue
GLFs in this case. We do not have accurate X-ray luminosities
for the remaining clusters.

We find a steeper faint end for high-mass clusters than low-
mass ones in every photometric band (Fig. 10). This could mean
that the drop at the faint end of RS GLFs is essentially due to
low mass clusters. In addition, the number of member galaxies
is much larger for high X-ray luminosity clusters, which seems
logical. However, we note that the number of clusters, especially
for low-mass clusters, is small. In this particular case we recall
that we consider every magnitude bin with at least two clusters.
More data are needed to produce larger samples that cover a
wide range of mass but similar in redshifts, and also to study
the variations in the blue and red GLFs with mass. When our
DAFT/FADA sample of about 90 clusters is complete, we should
be able to draw conclusions about the GLF dependence on mass
and redshift, provided that we have the same proportion of clus-
ters with good completeness as in the present subsample. We
also note that our clusters all have quite high X-ray luminosities.
Our results therefore only concern clusters with X-ray luminosi-
ties Lx > 8 x 10® ergs~!.

4.5. Dependence of GLFs on substructures

We also search for differences between clusters with and without
substructures. We consider clusters with substructures detected
both with optical spectroscopy and X-ray data by Guennou et al.
(2014). We have 3 clusters with substructures and 2 that are
relaxed and sufficiently rich in red galaxies. For the remain-
ing clusters, we have been unable to robustly confirm either the
presence or absence of substructures and therefore discard these
clusters in this subsection.

It is difficult to draw any conclusions about relaxed clusters
as they are too few in number here and their completeness limit

is too bright. Hence, we only study stacked clusters with sub-
structures (Fig. 11). In this particular case we allow some bins to
contain as few as two clusters to be able to draw the red-sequence
GLFs. There is no clear difference in either the slope or M* of the
Schechter function from those parameters for stacks containing
all clusters, given the large error bars caused by the low number
of clusters. In the 7 band, the very bright completeness limit does
not allow us to study the faint part of the GLF.

For stacks of clusters with substructures, we also have higher
counts for B band data than for other bands. This is consistent
with a burst of star formation being produced as the clusters
merge. These faint blue galaxies might also be the debris of any
merging processes. However, we need data with a fainter com-
pleteness limit to investigate whether these debris dwarf galaxies
exist.

Given the error bars in our Schechter parameters, our inter-
pretations of the analysis of our substructured clusters are not
statistically significant. We could reduce our error bars by either
reducing the number of background galaxies, i.e. adding more
clusters to the stacks, or computing more accurate photometric
redshifts for field and cluster galaxies.

4.6. Cluster cores and outskirts

In some cases, stellar formation can be triggered by in-fall in
the outskirts of clusters (e.g. Biviano et al. 2011). To investigate
whether this is true for clusters in general, we compute GLFs for
the core (r < 500 kpc) and outskirts (500 < r < 1000 kpc) of
clusters. We present the stacked GLFs for blue and red-sequence
galaxies in different environments in Fig. 12. This figure is to be
compared with Fig. 8 which displays cluster GLFs for the same
cluster galaxies but in both the core and outskirt regions.

We only consider clusters which are richer than 20 galaxies
once background galaxies have been subtracted, in the particu-
lar cluster area and for the selected colour population. For red-
sequence GLFs, we see no difference between the faint ends for
each cluster region. The o parameters are the same within the
error bars for the cluster cores, outskirts, and both regions com-
bined. However, the brighest galaxies tend to lie in cluster cores,
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Fig. 11. Dependence of red-sequence GLFs on cluster substructures in the B, V, R, and I rest-frame bands (from left to right) for clusters stacked
together. Only clusters with detected substructures are considered here (cf. Guennou et al. 2014). Red crosses are red-sequence GLFs normalized
to 1 deg?. The vertical red lines indicate the 90% completeness limit. Red curves are the best Schechter fits to red-sequence galaxies. The slope of
the fit @ is given with the number of clusters and the mean redshift of the stack.
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Fig. 12. Galaxy luminosity functions in the B, V, R, and [ rest-frame bands (from left to right) for stacked clusters in cores and outskirts. The first
line of figures is for cluster cores (r < 500 kpc) and the second line of figures for cluster outskirts (500 < r < 1000 kpc). Red and blue points,
respectively, correspond to red-sequence and blue GLFs normalized to 1 deg?. The red and blue curves show the best Schechter fits to red-sequence
and blue galaxies and the red and blue vertical lines indicate the corresponding 90% completeness limits. The slope of the fit @ is given for each

population.

so the excess seen at the bright end of GLFs diminishes in the
cluster outskirts.

We find that there are more blue galaxies in the outskirts than
in the cores, so blue GLFs in cluster cores can only be plotted
for the B band for our data. In the B band, the blue core stacked
GLF is much closer to the red-sequence GLF than when taking
galaxies from all the regions together. In the outskirts, blue and
red-sequence galaxies seem to equally contribute to the cluster
population at any magnitude to our completeness limits for V, R,
and I bands. However, the faint end of the GLF is steeper for blue
galaxies, implying that at fainter magnitudes, blue galaxies are
more numerous than red ones in cluster outskirts. In the B band,
we detect far more bright blue galaxies than red-sequence galax-
ies, which indicates that the bright end of the blue B band GLF
seen in Fig. 8 is dominated by the outskirts of clusters.

To conclude, we find an excess of blue galaxies in the out-
skirts compared to the core of clusters but in the cluster outskirts
the GLFs of blue and red galaxies are very similar. This can be
interpreted as an infall of blue galaxies on cluster outskirts from
the field populations or by a burst of stellar formation.

5. Discussion
5.1. The faint end of the GLF

The GLF faint end depends on both colour and redshift. We have
investigated this evolution by stacking cluster counts for blue
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and RS galaxies separated within colour-magnitude diagrams,
and at either low redshift (0.40 < z < 0.65) or high redshift
(0.65 < z < 0.90). We now interpret Fig. 8 and Table 2 in terms
of colour evolution, and Fig. 9 and Table 3 in terms of redshift
evolution.

Taking our full redshift cluster sample, we find steep blue
GLFs with appe ~ —1.6 for all bands, owing to the large er-
ror bars caused by the small amount of clusters with a suffi-
cient number of blue galaxies. This is more or less consistent
with similar analyses for clusters at lower redshifts. For red-
sequence galaxies, we see a small drop at the faint end with a
slope @eq ~ —0.4 for B and I bands and @eg ~ —0.8 for V and R,
while lower-redshift clusters usually present a flat faint end for
the red-sequence population. In our redshift range, red galax-
ies dominate the blue population for magnitudes brighter than
V = -20, R = -20.5, and I = —20.3. Above these magnitudes,
blue faint counts become higher than red ones. In the B band,
the blue galaxies dominate over red ones at all magnitudes, pos-
sibly because blue galaxies are brighter in the blue band. We
note however that we draw this conclusion for only five clusters
with sufficient blue galaxies in the B band.

If we now separate our clusters between high and low red-
shift, we find that the red-sequence faint-end drop is more im-
portant at high redshift. At low redshift, the slope is comparable
to that for all clusters combined. This is because we perform
our stacking using the Colless method, in which the faint end of
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Fig. 13. Cluster and field GLFs in the B, V,R, and I rest-frame bands (from left to right). Red and blue points respectively correspond to red-
sequence and blue stacked cluster GLFs normalized to 1 deg”. The red and blue plain curves show the best Schechter fits to red-sequence and blue
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Refer to Table 2 for cluster best Schechter fit parameters. The thin dotted and dashed curves correspond to the COSMOS field GLFs centered at
redshifts z = 0.5 and z = 0.7 normalized to 1 deg?. The separation between red and blue field galaxies is done the same way than for clusters at

the corresponding redshift (see text for details).

the GLF is dominated by the low-redshift clusters in the stack.
At higher redshifts, we find slopes of between a,q ~ 0.1 and
ared ~ 0.7. We have only a few clusters at high redshift, though
the error bars in the slope are in the range 0.5 to 1. Data for
more high-redshift clusters are needed to fully investigate this
behaviour. We also have insufficient clusters with enough blue
galaxies to produce blue GLFs at these redshifts.

When interpreting these results in terms of galaxy evolution,
we can conclude that blue star forming galaxies are quenched in
dense cluster environments to enrich the red-sequence popula-
tion between high redshifts and today. However, that the prop-
erties of blue galaxies in clusters are similar at z ~ 0 and our
redshift range (0.4 < z < 0.9) implies that clusters continue to
accrete galaxies from the field across a wide range of redshift.

This deficit of faint red galaxies at z ~ 0.7 has already been
observed by many authors (e.g. Tanaka et al. 2005; De Lucia
et al. 2007; Rudnick et al. 2009; Stott et al. 2007; Gilbank et al.
2008; Vulcani et al. 2011). In particular, our strong change in
the RS faint-end slope is in good agreement with that found
for EDisCs clusters (see Fig. 5 of Rudnick et al. 2009, and our
Fig. 9). Kodama et al. (2004) also observed a compensation for
the decrease in the faint red galaxy counts by those of bluer
galaxies. Furthermore, this evolution agrees with the empirical
model of Peng et al. (2010) which predicts a difference between
the blue and red faint-end slopes of the order of unity owing
to mass quenching being proportional to the star formation rate
(SFR) of galaxies in our redshift range.

On the other hand, some authors find no evolution in the
RS GLFs with redshift (e.g. Andreon 2006; De Propris et al.
2007, 2013). De Propris et al. (2013) wrote that surface bright-
ness selection effects could account for claims of evolution at the
faint end. Observations with various surface brightness limits are
required to confirm this hypothesis.

We can only compare our results with GLFs that have been
fitted by a single Schechter function. It is sometimes useful to fit
GLFs with both a Gaussian and a Schechter function (Biviano
et al. 1995) or with two Schechter functions (Popesso et al.
2006). The first case allows to better account for the excess of
very bright galaxies observed in certain clusters, while the sec-
ond fits well the upturn of very faint counts that can exist for
dwarf galaxies at fainter magnitudes than the usual GLF flat faint
end. In the present study, we chose to use a single Schechter fit,
as our data are insufficiently complete to investigate the upturn
of very faint galaxies found in Popesso et al. (2006). More so-
phisticated fitting with a higher number of degrees of freedom
for the fit would require a larger number of data points and a
fainter completeness limit. We cannot compare our results with

those of the following authors because their approaches differ
from ours:

— Mancone et al. (2012) studied GLFs only in apparent magni-
tude. Thus, the k-correction is not taken into account and it is
difficult to know exactly which population is studied and the
precise completeness limit, particularly since they consider
high-redshift clusters (1 < z < 1.5);

— Muzzin et al. (2008) fixed the slope of the faintend @ = —0.8
and fit the two other parameters (¢* and M™).

5.2. Dependence on environment

Another important debate concerns the interaction between clus-
ters and their environment. To properly address this problem, it
is necessary to investigate it on three different scales. First, we
compare cluster GLFs to field GLFs, then study the dependence
of GLFs on various cluster properties before finally studying the
variations inside clusters.

We first compare our cluster GLFs calculated in Sect. 4.2
with field GLFs derived from COSMOS data (Ilbert et al. 2009).
We compute two field GLFs for redshifts of 0.5 and 0.7 with a
width of +0.2 around these redshifts to be consistent with the
way we made our cluster GLFs. We separate blue from red field
galaxies by applying a colour-magnitude relation similar to the
one used for our clusters. The ordinate of this red sequence is
equal to the colour of elliptical galaxies at the central redshift
taken from Fukugita et al. (1995) and the width of the RS is
+0.3 in colour. This allows us to compare cluster and field GLFs
computed in the same way with the same separation between red
and blue galaxies. Results are shown in Fig. 13.

The GLFs of blue galaxies are similar for the field and clus-
ters in the V, R, and I bands, while we find more blue galaxies in
our clusters than the field for the B band but with a similar shape.
The shape of the red-sequence GLFs are also almost identical.
However, there are about ten times more red galaxies in clusters
than the field. Another difference is the GLF of cluster RS galax-
ies has a sharper drop at the faint end at high redshift, while the
field red GLFs remain unchanged across our redshift range. This
apparent lack of evolution in early-type field galaxies was as-
sessed in Zucca et al. (2006), who proposed that it highlights
an efficient transformation of blue to red galaxies in higher den-
sity environments. Inside clusters, interactions between galaxies
are more likely to happen, boosting this evolution, while in the
field galaxy interactions are less frequent and the red population
increases at a far lower rate.

We wrote above that the average cluster GLF of RS galax-
ies depends on mass. GLFs of more massive clusters ressemble
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more the GLFs of nearby clusters with a flat faint end. This im-
plies that these high-redshift massive clusters are more evolved
than their companions at the same redshift either because they
formed earlier or in a denser environment.

We find no remarkable difference between the properties of
general GLF and those of the GLF of only substructured clus-
ters. However, we have only three clusters that can be studied in
this way, leading to large error bars. We know that the merging
of galaxy clusters can strongly affect the slope of the GLF, as il-
lustrated by studies of cluster pairs or violently merging clusters
(e.g. Durretetal. 2010,2011,2013). Hence we would expect that
substructured clusters present a variation of their faint-end slope
compared to others. More data at different stages of the merging
process are needed before we can draw stronger conclusions.

Finally, we find differences in GLF behaviours between clus-
ter cores and outskirts. We find more bright galaxies in the core
compared to the outskirts, in agreement with CDM models that
predict the most massive galaxies to lie at the cluster cores. We
also find more blue galaxies in the outskirts than in the core.
This larger number of blue galaxies in the outskirts could be ex-
plained by infalls from the field. However, the red GLF faint
end remains the same in any part of the cluster. Some authors
found steeper faint-end slopes in cluster outskirts (e.g. Adami
et al. 2008; Bou et al. 2008). In particular, strong variations
in a have been observed in the highly structured Coma cluster,
which can be probed with high completeness and quality due to
its proximity (Adami et al. 2007a,b).

5.3. Evolution of cluster galaxy types with redshift

With colour-selected populations, we analyse the variations of
the galaxy types within clusters. We consider blue and red galax-
ies selected in a colour—magnitude diagram and for which field
galaxies have been subtracted. We also remove galaxies that are
outside disks of 1 Mpc radius centered on cluster optical cen-
tres. We compute the percentages of each type for every cluster
and then average them over clusters by stacks of four clusters.
Error bars correspond to the dispersion in values over all clus-
ters within a stack. This allows us to study the evolution of clus-
ter galaxy types with redshift from z = 0.4 to z = 0.9. We limit
our sample to galaxies brighter than / = —21 and only consider
clusters that are at least 90% complete at this magnitude.

Looking at Fig. 14, we note a clear decrease in the frac-
tion of early-type galaxies from low to high redshift, while the
fraction of late-type galaxies increases with redshift. This sce-
nario agrees with galaxy-evolution scenarios where spiral galax-
ies evolve into ellipticals. Furthermore, it is consistent with the
evolution of early-type and late-type GLF faint ends that we dis-
cussed in Sect. 5.1.

Our early-type fraction decreases from freq = 0.81 £ 0.17 at
72=04210 freg = 0.50 £ 0.27 at z = 0.66. We compare these re-
sults to spectral classifications from Ellingson et al. (2001), and
also to the morphology-density relation found by Smith et al.
(2005) and Postman et al. (2005). In the first case, we overplot
on Fig. 14 their best fit to the blue fraction of clusters between
0.18 < z < 0.55. The blue galaxies taken into account in this
study are spectroscopic cluster members and are separated in a
colour—magnitude diagram. They are also brighter than R = -20,
such that it is very close to the low-redshift sample of galaxies
we use. We find a very good agreement between our blue frac-
tion and the one from Ellingson et al. (2001) at all redshifts. We
do not attempt to separate our sample into high-density (cluster
cores) and medium-density regions, so our results should com-
pare with the £ = 100 Mpc™ and £ = 1000 Mpc~2 curves
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Fig. 14. Evolution of cluster galaxy type percentages with redshift. Each
point represents the mean value of a percentage over four clusters. Red
dots are red (early type) galaxies and blue triangles correspond to blue
(late type) galaxies. The blue dashed line corresponds to the blue frac-
tion from Ellingson et al. (2001).

in Fig. 3 of Smith et al. (2005) and Fig. 13 of Postman et al.
(2005). We find an overall good agreement. At intermediate red-
shift (z = 0.4), our early-type fraction lies within the fractions
of medium and high density of the cited authors (fr+s0 = 0.6
and fgys0 = 0.85). At higher redshifts (z = 0.7), our values are
also consistent with the interval 0.55 < fg,s0 < 0.8 found by
the previous authors, but only when taking our error bars into
account. However, one must note that previous authors used a
classification based on galaxy shapes while our work relies on
the galaxy colours. The trend of a decreasing early-type frac-
tion with increasing redshift is clearly seen whichever method is
used. A comparison of both spectral and morphological meth-
ods for the same galaxy sample would help understanding the
different biases of each method. Apart from possible biases, the
morphological and spectral evolutions might also be different.

5.4. A scenario for the evolution of clusters

Peng et al. (2010) empirically showed that the red sequence is
fed by two different types of quenching that happen at differ-
ent redshifts. At high redshift (z > 2), environmental effects
dominate and the red sequence grows through the quenching of
blue star forming galaxies that fall into the dark matter halo of
the forming group (“environment quenching”). At lower redshift
(0 < z < 1), galaxies are quenched proportionally to their star
forming rate and progressively enrich the red sequence (“mass
quenching”).

Cosmological models of cluster mass assembly predict the
most intense mass growth of clusters at redshifts earlier than
z~0.8to1 (e.g. Adami et al. (2013) from the Millennium sim-
ulation). In this redshift interval, clusters grow through accre-
tion of major groups, and this already provides a pre-processed
galaxy population formed by the cited “environment quench-
ing”. This explains the fact that clusters at z > 1 already exhibit
a red sequence (Gobat et al. 2011; Fassbender et al. 2011).

At lower redshifts (z < 0.8), group accretion only concerns
more modest groups in terms of relative mass and Guennou et al.
(2014) have shown in our survey that this accretion only involves
less than 10% to 15% of the cluster mass. In the 0 < z < 0.8 red-
shift interval, the galaxies accreted by clusters are therefore not
only coming from red populations preprocessed in groups but
also from regular blue field galaxy populations. In the meantime,
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blue galaxies evolve into red ones following the “mass quench-
ing” defined in Peng et al. (2010).

We can show that this evolutionary scenario for clusters is
assessed by the main results of our paper as follows:

1) Red-sequence cluster galaxies show a drop at their faint end
which is more significant at higher redshitt.

2) Blue cluster GLFs are steeper than those of RS galaxies and
are similar across our redshift range and at lower redshift.

3) There is a large excess of red galaxies in clusters compared
to the field while the blue galaxies behave more or less in
the same way. The red GLFs of clusters continue to evolve
across our redshift range, while for the field there is little
evolution.

4) There is a strong decrease of the early-type fraction in clus-
ters with increasing redshift.

5) There might be infalls of blue galaxies from the field to the
cluster outskirts. This could explain why we find so few blue
galaxies in cluster cores compared to the outskirts.

6) When considering our more massive clusters, we find a red-
sequence GLF that is consistent with those observed at z = 0
with a flat faint end.

The result 1) shows that clusters are formed at redshifts higher
than z = 0.9. A possible explanation of the redshift dependent
drop at the faint end of the red GLFs (point 1) would reside in
the blue to red colour evolution in cluster galaxies populating
the faint part of the GLF (point 4). This agrees with the mass
quenching expected at these redshifts from Peng et al. (2010).
The evolution of the red cluster GLFs with redshift compared
to the field GLFs (point 3) suggests that red galaxy formation is
more efficient in high-density environments. At the same time,
a non-negligible infall of faint galaxies from the field (point 5)
could explain how the blue GLF faint end remains the same from
z ~ 0.9 to 0 (point 2). Our discovery that very massive clus-
ters have the same red GLF faint end as clusters in the nearby
Universe (point 6) indicates that cluster evolution can be faster
in denser environments or that some clusters formed earlier than
others.

6. Conclusion

We have computed GLFs in the B, V, R, and [ rest-frame bands
for 31 clusters of the DAFT/FADA survey using photo-zs, the
largest medium-to-high redshift (0.4 < z < 0.9) cluster sample
to date.

To overcome the problem of lower photometric redshift pre-
cision in clusters mainly due to a lack of red enough spectral
templates, we have artificially allowed the inclusion of extinc-
tion in early-type galaxies. This process does not affect drasti-
cally photometric redshifts outside clusters but increases their
quality by ~50% inside clusters, allowing us to reach the same
precision inside and outside the cluster.

Another result of this paper is that GLFs are strongly cor-
related to the completeness of the data. This should be kept in
mind when comparing GLFs from different studies.

We have shown that GLFs have similar properties for the
B,V,R, and I rest-frame bands with small differences for the
B band blue GLFs. We found a sharp decline in the red faint
end that increases with redshift: @,q ~ —0.5 at 0.40 < z < 0.65
and apq > 0.1 at 0.65 < z < 0.90. High mass clusters appear
to have a flat faint end which may indicate that galaxy evolu-
tion is more rapid in denser environments or different formation
epochs for clusters of different masses. Blue GLFs are steeper
with ape ~ —1.6 and do not seem to evolve with redshift.

Our study of galaxy types with redshift shows an evolution
of late-type galaxies to early types from high z until today that
could account for the drop found at the red faint end.

We also found an excess of red galaxies in clusters compared
to the field, while blue galaxies have more or less identical GLFs.

Our results imply that clusters have formed at high redshift
(z > 0.9) and that blue cluster galaxies are efficiently quenched
into red ones between z ~ 0.9 and today. During this time in-
terval, galaxy clusters continue to accrete faint galaxies from the
field environment.

Finally, we note an inversion of the red to blue population
dominance at magnitudes V = =20, R = =20.5,and [ = -20.3 at
redshift 0.40 < z < 0.90. We plan to compute stellar mass func-
tions (SMFs) in a future paper, to see whether the blue and red
populations have comparable behaviours in mass and luminos-
ity. This would allow us to compare our results with simulations
of galaxy cluster formation.
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Appendix A: Individual cluster GLFs
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Fig. A.1. GLFs in the B, V,R and [ rest-frame bands (from left to right) for individual clusters ordered by right ascension. Red and blue points
correspond to red-sequence and blue GLFs normalized to 1 deg?. The red vertical lines indicate the 90% completeness limit. The red and blue
curves show the best Schechter fits to red sequence and blue galaxies, and the faint-end slope parameter () is displayed in the corresponding
colour. Only galaxies brighter than the 90% completeness limit are taken into account in the fits. Also, we only show GLFs richer than 20 galaxies
after the colour separation and after subtracting the field.
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Fig. A.1. continued.
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Table A.1. Parameters of the best Schechter function fit for every cluster normalized to 1 deg?.

Red-sequence GLFs Blue GLFs
z comp a M* ¢* (deg™) a M* ¢* (deg™)

CLO0016 0.55

B —-18.3 | -0.97 +0.62 -204 +0.8 6052 + 5477 - - -

\% —18.5 | -0.49+0.34 -20.9+0.4 8154 +2893 - - -

R —185 | -0.54+£0.27 -213+04 8890 + 3012 - - -

I -19.9 | -0.52+0.57 -21.8+0.5 9801 + 4369 — — —
PDCSI18 0.40

B -17.5 - - - - - -

Vv -17.4 | -0.94 +£0.57 -23.1+33 848 + 1401 -051+035 -22.8+27 2708 +976
R -184 | 1.44+158 -20.3+0.6 1264 + 1478 | —024+1.32 -19.8+1.2 2487 +1518
I -183 | 249+192 -20.2+0.6 474 + 1020 -046+0.83 -20.9+1.0 2451 +2304
XDCS 0.41

B -18.6 1.70 £2.38 -195+1.1 1074 + 2218 - - -

Vv -18.5 | -0.88 +0.59 -23.1+2.0 1184 £ 1611 -087+1.13 -220+2.6 1412+3337
R -19.5 | 0.05+2.58 -21.5+25 2165 + 1106 - - -

1 -18.9 0.64 + 1.26 -21.1 £0.8 1416 + 643 - - -
MACS0454  0.54

B -17.8 - - - - - -

14 -19.4 | -0.52+0.77 -21.9+13 2114 + 1841 1.80+3.53 —-19.0+1.0 1364 +4734
R -194 | 1.73+227 -20.6 +0.8 1402 £2655 | —1.40+2.12 -22.0+7.0 925+ 6462
1 -20.3 | —-0.08 + 1.56 -219+14 3687 £ 1988 | —0.15+1.93 -21.1+13 3700+ 1604
RXJ0848 0.54

B -19.3 | -2.18£0.90 -229+6.5 173 + 1607 - - -

14 -19.0 - - - - - -

R -20.9 - - - - - -

1 -21.4 — — — — — —
A851 0.41

B —-19.1 - - - - - -

1% -19.5 - - - - - -

R -18.9 - - - - - -

I -18.9 | -0.98 +0.70 —234+6.2 691 + 1625 1.88+1.58 —-192+0.5 2047 +3034
LCDCSO0130  0.70

B -18.5 - - - - - -

1% -18.0 - - - - - -

R -19.5 - - - - - -

1 -19.5 — — — — — —
MS1054 0.82

B -19.3 1.97 £0.53 -20.0+0.2 12219 + 6210 - - -

\% -204 | -0.13+£0.74 -223+09 8736 +3317 - - -

R -20.9 1.07 +£0.98 -21.7+0.5 7890 + 4505 - - -

1 -22.8 — — — — — —

Notes. Fits are done to the cluster 90% completeness limit in the selected band. A “—"" means the fit has not converged due to a too bright completeness limit or because the selected cluster

population is poorer than 20. Clusters with too few galaxy counts in every band (see Sect. 4.1 for details) are not displayed. As noted above, clusters for which the fit with a Schechter function does
not converge are kept in the table when they are taken into account in the stacked GLFs. There can be large differences between our parameters and the literature for some clusters, as we do not
adapt the completeness limit nor any step of our method to individual clusters. This choice is made not to bias the study of stacked GLFs.
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Table A.1. continued.

Red-sequence GLFs Blue GLFs

z comp @ M* ¢* (deg™?) @ M* ¢* (deg™?)
RXCJ1206 0.44
B —-18.8 | -1.53 +0.36 -22.6+1.9 1108 + 2244 - - -
v —-18.8 | -0.68 +0.20 -22.0+0.5 4719 + 1692 - - -
R -19.7 | -0.63 +0.27 -223+04 4830 + 1798 - - -
1 -20.1 | -1.35+0.32 -233+0.9 1355 + 1463 - - -
LCDCS0504 0.79
B -19.0 - - - -029+£0.44 -21.7+0.6 13856 +4540
Vv -19.7 | 0.26 £0.89 -22.1+£0.8 2945 + 928 -0.66 £0.40 -21.9+06 6768 +3392
R -20.7 | 2.90+3.22 -21.0+ 1.0 427 £ 1710 -0.64 £0.55 -224+07 6929 +3919
7 -20.6 | 0.96 + 1.47 —22.3+0.7 3216 +2523 | 0.86+0.64 229+ 12 5148 +5522
BMW HRI2265 0.89
B -19.3 - - - -2.49£0.51 -21.4+04 760 + 280
14 -20.4 - - - - -
R -20.9 - - - - -
1 -22.3 — — — — — —
LCDCS0531 0.64
B -19.2 | 3.02+6.97 —-18.6 = 1.7 298 + 2694 - - -
% -18.6 | 097 +1.12 -19.7 0.9 4316 + 2356 - - -
R -19.6 | -1.15+0.79 -22.1+1.6 1661 + 2945 - - -
I -21.5 — — — — — —
HDF 0.85
B -19.5 | 248 +1.39 -20.3 0.5 253 +397 -0.20+£0.59 -205+05 6700 + 1326
Vv 211 | 2226 +1.22 -233+33 101 + 705 - - -
R -21.6 | -0.11 +1.22 -225+0.9 898 + 298 - - -
1 -23.0 - - - - - -
MIM 0.60
B -19.0 - - - - - -
1% -19.3 - - - - - -
R -20.3 - - - - - -
1 -20.8 - - - -1.08£0.76 —232x+1.7 1237 +£2135
LCDCS0829 0.45
B -159 | 0.53+0.53 -185+04 10607 + 1628 - - -
Vv -17.3 | -0.32 +0.44 -19.9£0.5 9134 +2822 | —1.28+0.69 -25.1+53 169 + 1395
R -17.8 | -0.79 +0.38 -20.8 0.7 4557 + 2803 - - -
1 -18.2 | -0.20 +0.35 -203 +04 7954 + 1915 — — —
MACS1423 0.55
B -20.3 | 3.50+6.42 -19.2+ 1.1 289 + 2779 - - -
Vv -19.0 | 1.49 £0.67 -20.3+0.3 4896 + 2472 - - -
R -19.0 | 1.42+0.77 -20.8+0.4 5075 + 2773 - - -
1 -19.9 | 0.76 + 0.60 -21.3+04 7855 + 2017 - - -
GHO1603 0.54
B -17.8 | 0.94 +0.60 -195+04 5867 + 1806 - - -
Vv -17.9 | 0.05+0.42 -21.5+0.6 4176 + 1046 - - -
R -19.9 | -0.88 +0.40 -24.1+£22 1798 + 1822 - - -
1 -20.9 | -0.20 + 1.02 -22.2+0.8 4730 + 1836 — — -
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Table A.1. continued.

Red-sequence GLFs Blue GLFs

z comp a M* ¢* (deg™) a M* ¢* (deg™)
MACSI1621.4 047
B -17.4 | 1.10+0.87 -19.8 £ 0.6 3178 + 1590 - - -
\% -18.9 | 033 +0.82 -21.2+0.9 4839 + 977 - - -
R -194 | 0.34+0.78 -21.2+0.6 5552 + 1098 - - -
1 —-19.3 | 1.09+0.57 —21.1+0.3 4098 + 1396 - - -
MACSJ1621.6  0.46
B -179 | 1.15+0.81 -19.8£0.5 2735 + 1358 - - -
1% —18.4 | 1.33+0.75 -20.5+04 2554 + 1344 - - -
R -18.9 | 1.28+0.94 -20.9 +0.5 2974 + 1916 | -0.98 + 1.55 -20.5+2.1 2120 + 4595
1 -19.3 1.18 £ 0.77 -212+04 2855 + 1412 414 +182 -18.1+0.3 71 £ 210
MACSJ2129 0.59
B -20.5 | 2.35+2.66 -19.8 0.6 1702 £ 5290 | -2.14 £2.08 -24.0+9.0 81 + 1959
1% -20.3 | -0.09 +1.23 -21.2+0.9 9395 + 2567 - - -
R -20.2 | 0.98 +0.87 -21.1+0.5 5394 +2441 | -0.09 + 1.34  -21.6+ 1.3 2702 + 1393
1 -21.7 0.32 +2.40 21712 6318 + 4242 - - -
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2.2 Fraction of baryons

This section presents the results from Lagana et al. (2013): A comprehensive picture of
baryons in groups and clusters of galazies. The first subsection briefly summarizes the
paper, its context, aims, methods, results, and conclusions. The detailed study can be
read in the second subsection, where we display the article.

2.2.1 Summary
Context

While cluster formation processes imply that they form by hierarchical merging of small
groups (see Sect. 1.1.2), the observations of groups of galaxies show that they are not
the scaled-down version of galaxy clusters (e.g. Mulchaey 2000; Ponman et al. 2003; Voit
2005). Since galaxy groups are cooler with shallower potential wells, non-gravitational
effects defined in Sect. 1.1.3 play a more significant role in less massive systems, altering
the gas to galaxy mass ratio. In clusters, the gas is the baryon-dominant component
(about 6 times more massive than the stellar mass). While in groups, the gas mass is
significantly lower: it is of the same order as the stellar mass and in some cases, even
lower than the stellar component (e.g. Giodini et al. 2009).

The analysis of both components is critical for observational cosmology when using
groups and clusters to constrain the {2); parameter from the observed baryon mass frac-
tion (see Sect. 1.2.2), defined as fi, = (Mgas + Mtar) /Mot

Aims

Based on XMM-Newton, Chandra, and SDSS data, we investigate the baryon distribution
in groups and clusters and its use as a cosmological constraint. For this, we considered a
sample of 123 systems with temperatures k7500 = 1.0 — 9.0 keV, total masses in the mass
range Msoo = (~ 101 — 4 x 10®)h; M, , and redshifts 0.02 < z < 1.3. Among these
systems, 9 are groups of galaxies with masses lower than 8 x 1013 M.

Methods

The gas masses and total masses are derived from X-ray data under the assumption
of spherical symmetry. The surface brightness profile is fitted by a [S-model and the
temperature profile by an empirical relation (see Fig. 2.3). The gas mass is then obtained
by integration of the gas mass density expressed as a function of the § parameter, and
assuming it is isothermal. The total mass is computed from the derivative of the density
and temperature profiles with respect to the distance to the cluster center, and assuming
hydrostatic equilibrium.

The stellar masses are based on SDSS-DRS8 optical photometric data, and computed
from the sum of the luminosity of every galaxy in the cluster redshift area, using photo-
metric redshifts from the SDSS. A background correction is then performed by subtracting
the mass of every galaxy in the same redshift range, but in an annulus centered on the
cluster, with a large inner radius, and normalized to the cluster area.
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Figure 2.3: X-ray gas surface brightness (Left) and temperature profiles (Right) for my
favorite group: NGC4325. The red curve in the left panel corresponds to the fit by a
[-model.

For the 37 systems out of 123 that had both optical and X-ray data available, we
investigated the gas, stellar, and total baryon mass fractions inside 79500 and 509 and the
differential gas mass fraction within the spherical annulus between ry509 and 7509 , as a
function of total mass. For the other objects, we investigated the gas mass fraction only.

Results

We find that the gas mass fraction inside 1509 and 1599 depends on the total mass.
However, the differential gas mass fraction does not show any dependence on total mass
for systems with Msoo > 10140, . The stellar mass fraction inside ro509 and rsgy increases
towards low-mass systems more steeply than the fg.s decreases with total mass. Adding
the gas and stellar mass fractions to obtain the total baryonic content, we find it to
increase with cluster mass, reaching the WMAP-7 value for clusters with Msoy ~ 104 M.

Conclusions

The gas mass fraction dependence on total mass observed for groups and clusters could be
due to the difficulty for low-mass systems to retain gas inside the inner region (r < r9500).
Because of their shallower potential well, non-thermal processes are more effective in
expelling the gas from their central regions outwards. Since the differential gas mass
fraction is nearly constant, it provides better constraints for cosmology. Moreover, we
find that the gas mass fraction does not depend on redshift at a 20 level. Using our
total fi, estimates together with WMAP-7 priors on €2}, from Jarosik et al. (2011), we put
constraints on the matter density parameter €2, as described in eq. 1.11 of Sect. 1.2.2.
Our results imply €j; < 0.55, and taking the highest significant estimates for fy, , Q3 >
0.22.

2.2.2 Lagana et al. 2013
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ABSTRACT

Aims. Based on XMM-Newton, Chandra, and SDSS data, we investigate the baryon distribution in groups and clusters and its use as
a cosmological constraint. For this, we considered a sample of 123 systems with temperatures kTspp = 1.0-9.0 keV, total masses in
the mass range Mspo = (~10 -4 x 10'%) h;ol M, and redshifts 0.02 < z < 1.3.

Methods. The gas masses and total masses are derived from X-ray data under the assumption of hydrostatic equilibrium and spherical
symmetry. The stellar masses are based on SDSS-DRS optical photometric data. For the 37 systems out of 123 that had both optical
and X-ray data available, we investigated the gas, stellar, and total baryon mass fractions inside 2500 and rsoy and the differential gas
mass fraction within the spherical annulus between r»500 and 500, as a function of total mass. For the other objects, we investigated
the gas mass fraction only.

Results. We find that the gas mass fraction inside rs0p and rsop depends on the total mass. However, the differential gas mass fraction
does not show any dependence on total mass for systems with Msqy > 10™ M. The stellar mass fraction inside 7509 and rso increases
towards low-mass systems more steeply than the fy, decrease with total mass. Adding the gas and stellar mass fractions to obtain the
total baryonic content, we find it to increase with cluster mass, reaching the WMAP-7 value for clusters with Msy, ~ 10'* M. This
led us to investigate the contribution of the intracluster light to the total baryon budget for lower mass systems, but we find that it
cannot account for the difference observed.

Conclusions. The gas mass fraction dependence on total mass observed for groups and clusters could be due to the difficulty of
low-mass systems to retain gas inside the inner region (r < r2s500). Because of their shallower potential well, non-thermal processes
are more effective in expelling the gas from their central regions outwards. Since the differential gas mass fraction is nearly constant,
it provides better constraints for cosmology. Moreover, we find that the gas mass fraction does not depend on redshift at a 20~ level.

Using our total f;, estimates, our results imply Q,, < 0.55, and taking the highest significant estimates for f;,, Q > 0.22.

Key words. galaxies: clusters: general — cosmological parameters — galaxies: clusters: intracluster medium

1. Introduction

Considering the hierarchical scenario of structure formation, the
groups we observe today are the building blocks of future galaxy
clusters. Although they collapse and merge to form progres-
sively larger systems, the observations of groups of galaxies
show that they are not the scaled-down version of galaxy clusters
(e.g., Mulchaey 2000; Ponman et al. 2003; Voit 2005). Cluster
scaling relations (e.g. the L—T relation) show deviations from
self-similar relations at the low-mass end (e.g., Voit 2005, but
see also Eckmiller et al. 2011), providing evidence of the impor-
tance of baryon physics.

Since galaxy groups are cooler with shallower potential
wells, non-gravitational processes (e.g., galactic winds, cooling,
active galactic nucleus, AGN, feedback, etc.) play a more signif-
icant role in less massive systems. Also, the matter composition
in groups is different from that in clusters. Baryons in galaxy
groups and clusters can be divided into two major components,
the hot gas between galaxies and the stars in galaxies. A minor

* Table 1 and Appendices are available in electronic form at
http://www.aanda.org

Article published by EDP Sciences

component is the intra-cluster light. In clusters, the gas is the
baryon-dominant component (about 6 times more massive than
the stellar mass). While in groups, the gas mass is significantly
lower: it is of the same order as the stellar mass (e.g., Lagan
etal. 2011) and in some cases, even lower than the stellar compo-
nent (e.g., Giodini et al. 2009). The analysis of both components
is critical for observational cosmology when using groups and
clusters to constrain the Q, parameter from the observed baryon
mass fraction (e.g., Allen et al. 2002; Vikhlinin et al. 2009).

The total baryon mass fraction is defined as the ratio between
the gas+stars and the total mass: fi, = (Mgas+ Mitar)/ Mior. In very
massive galaxy clusters (Mso ~ 10'3 M), the baryon content is
supposed to closely match the Seven-year Wilkinson Microwave
Anisotropy Probe (WMAP-7) value (fYMAP~7 = 0.169 + 0.009,
Jarosik et al. 2011). However, it is found that the total baryon
mass fraction (and the gas mass fraction) decreases towards low-
mass systems when analyzing a wide range of masses (e.g.,
Lin et al. 2003; Gonzalez et al. 2007; Giodini et al. 2009;
Sun et al. 2009; Lagan et al. 2011; Zhang et al. 2011; Sun
2012). On the other hand, the stellar mass fraction seems to
increase from clusters to groups of galaxies. A straightforward
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interpretation can be that the gas mass fraction is directly related
to cooling and to the star formation rate, and thus, a smaller gas
mass fraction in groups may be related to an efficient cooling.
However, the gas mass fraction can also be affected by AGN
feedback, which, as mentioned before, is more significant in
groups than in clusters. As shown in recent numerical simula-
tions performed by Puchwein et al. (2010), the amount of gas
removed by AGN heating from the central regions of clusters
and are driven outwards (r > rsoo) depends on cluster mass and
is higher in low-mass systems.

The baryon fraction in clusters and groups is an important
cosmological probe (e.g., Allen et al. 2004), and therefore scal-
ing relations, such as fy,—kT or fyu—Ms00, need to be well un-
derstood if we want to use them as a cosmological tool. We
will explore here the baryon distribution in the form of gas
and stellar mass fractions in groups and compare them with the
observed baryon fractions observed in clusters. We will con-
sider in particular the baryon fractions inside the characteris-
tic radii 500 and rsoo, which are commonly observed with the
present generation of X-ray telescopes.

Previous works have presented an analysis of the gas frac-
tion in groups, but few have measured the gas properties up
to rs00: Vikhlinin et al. (2006) and Gonzalez et al. (2007) de-
rived the gas mass fraction within rsyy for four low-temperature
systems. Sun et al. (2009) determined gas properties up to rsy
for 11 out of 43 groups. In groups of galaxies, the stellar mass
is of the order of the gas mass. To understand the dependence of
the total baryon fraction on total mass, it is important to com-
pute both components, the stellar and gas mass fractions, in a
homogeneous way. We thus present here the analysis of nine
galaxy groups based on XMM-Newton and Sloan Digital Sky
Survey (SDSS DRS) data, for which we could reliably measure
gas properties up to rsoo. We also included 114 galaxy clusters
from Maughan et al. (2012, hereafter M12) to investigate the
gas mass component inside 7,500 and rsg9, and for 28 of these
114 clusters, we could also estimate the stellar mass fraction.

The paper is organised as follows. The sample is described in
Sect. 2. The data reduction is divided in two sections: Sect. 3 de-
scribes the SDSS-DRS data reduction, the colour—-magnitude di-
agrams (CMD) constructed to select group galaxies, and the pro-
cedure to compute the stellar masses; Sect. 4 describes the X-ray
analysis, gas estimates, and total mass estimates. In Sect. 5, we
present our results and compare them to previous results, which
are finally summarized in Sect. 7. A ACDM cosmology with
Hy = 70 km s~! Mpc™! and Q) = 0.3 is adopted throughout,
and all errors are quoted at the 68% confidence level.

2. The sample

To analyse the baryon mass fraction dependence (gas and stellar
mass) on total cluster mass, it is important to consider a sam-
ple that covers a wide range of mass, and the objects must have
optical and X-ray masses available.

In the present work, we analyse the sample of 114 clusters
from Maughan et al. (2008), which were updated in M 12, in the
redshift range 0.11 < z < 1.3 and with temperatures ranging
from 2.0 keV up to 8.9 keV. 28 out of 114 have optical data
available.

To complete our analysis, we also included nine low-mass
systems, which were selected as follows. We first selected all
groups with available XMM-Newton and SDSS-DRS data, im-
posing an X-ray flux limit of Lx = 1.9 x 10% erg/s, which corre-
sponds to k7" ~ 2 keV (Eckmiller et al. 2011). We had 19 groups
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(without considering the Hickson groups, which are very par-
ticular) fulfilling these conditions. However, nine out of 19 had
very shallow X-ray observations (low exposure times) that did
not allow us to constrain the gas mass. For this reason, we had
to exclude those groups. Another group was on the border of the
X-ray detector, so it was excluded too.

We ended with a large sample of 123 systems (0.02 < z <
1.3) with total masses between 103 M and 4 x 10> M. These
groups and clusters are listed in Table 1. We emphasize that we
analysed a sample of nine groups and 28 clusters for the total
baryon budget. For the gas mass fraction analysis, we worked
with 9 groups and 114 clusters from M12. Thus, the sample is
mainly composed by clusters in the latter part.

3. Optical data analysis and stellar mass
determination

In this section we describe the method adopted to compute the
total stellar mass (in galaxies) for our nine groups of galaxies
and 28 galaxy clusters from M12. To be homogeneous, the pro-
cedure adopted in this work was the same for groups and clus-
ters, and we followed the steps described in Giodini et al. (2009)
and Bolzonella et al. (2010) that consider statistical membership,
background correction, and mass completeness as a function of
redshift, and a geometrical correction.

We used SDSS-DRS data, from DERED magnitude tables
(already corrected for internal galaxy extinction) for all sources
in the GALAXY catalog. The GALAXY catalogue is essentially
complete down to 21.3 i-magnitude (SDSS-DRS summary').

To obtain stellar masses, we first transformed apparent
magnitudes to absolute magnitudes with the distance mod-
ulus, assuming K-correction values, K(z), according to the
morphological type (tables from Poggianti 1997):

M =m—25-5log(dr/1 Mpc) — K(z), (L)

where, dp, is the luminosity distance.

Absolute magnitudes are converted to luminosities, assum-
ing an absolute magnitude of 4.58 for the Sun in the i-band
(Blanton et al. 2003). Luminosities are then converted to masses
assuming two different mass-to-light ratios (from Kauffmann
etal. 2003): (M/L;)« = 0.74 M/ Lo, for late-type and (M/L;)5 =
1.70 M/ L, for early-type galaxies, as described in Lagan et al.
(2008). All morphological classification used here is based on
the galaxy distribution in a CMD, as explained below. Thus,
morphological type simply means “early” (red) or “late” (blue)
type galaxies.

3.1. Completeness

To compare the stellar masses of groups and clusters, we de-
fined the completeness in stellar mass (M), or galaxy abso-
lute magnitude, as a function of redshift (as adopted in Giodini
et al. 2009; Bolzonella et al. 2010; Pozzetti et al. 2010). This is
the lowest mass at which the galaxy stellar mass function can be
considered as reliable and unaffected by incompleteness.

For each galaxy, we computed the “limiting mass”, which is
the stellar mass that this galaxy would have if its apparent mag-
nitude was equal to the sample limit magnitude (i.e., i = 21.3):
log Mi = log M + 0.4 x (i — 21.3), where M is the stellar
mass of the galaxy with apparent magnitude i. We then computed

' http://www.sdss3.org/dr9/scope.php
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Fig. 1. Stellar mass completeness for our system, which is computed
from the fit (red line) to the 95% percentile of the distribution in the lim-
iting mass, for galaxies in the 20% lower percentile in magnitude (grey
points) as a function of redshift. The black points represent all galaxies
inside rso9 in the photometric redshift range with i < 21.3. The blue-
dashed line represents the theoretical value, assuming no K-correction
and a constant value for the mass-to-light ratio, as stated in the text.

this value in small redshift bins by considering the 20% faintest
galaxies (the grey points in Fig. 1), that is, those contributing to
the faint-mass end of the galaxy stellar mass function. For each
redshift bin, we define the value corresponding to 95% of the
distribution of limiting masses as a minimum mass. The systems
were divided into four bins of redshift, and we fit the limiting
mass values as a function of redshift: log Mfff:{ (2) = 11.67 x 2013
(the red line in Fig. 1). We thus adopted M as the lowest
galaxy stellar mass that will be considered in our analysis to
compute the stellar masses for the groups and clusters. As a
check, we also computed the theoretical values for the limit-
ing mass, assuming no K-correction and a constant value for the
mass-to-light ratio (M/L) as log M} o« DM(z)/2.5, where DM
is the distance modulus. We see that the adopted function for
the limiting mass (red line in Fig. 1) is close to the theoretical
predicted value for M} (blue-dashed line in Fig. 1).

We estimated the contribution from galaxies that are less
massive than My, in each redshift bin. We assumed that the
fraction of galaxies that are not considered is f = 1 —[ Mue(M >
Miim)/ Mtar,,, ] and can be estimated using a stellar mass func-
tion. Thus,

o o= MEMAM o
o= MFMYAM

where My, is the limiting mass values for each redshift bin de-
fined by the red points in Fig. 1, and My, and M,y are the
minimum and maximum mass values for the stellar mass in clus-
ter galaxies, respectively. We assumed that My, = 108 My and
Mupax = 103 M. Considering that the stellar mass function is
described by a single Schechter function, we used typical val-
ues from Bell et al. (2003) (M* = 10°/h2%, @ = —0.6) to esti-
mate the fraction of stellar mass that is missing in each redshift
bin because of completeness correction. We found that the frac-
tional contribution to the total stellar mass budget of galaxies
with 108 Mg < M < Miim(z) varies from less than 1% up to 4%
(for clusters with z > 0.3). These small fractions (also in agree-
ment with Lin et al. 2003; Giodini et al. 2009) show that the
stellar masses computed in this work are reliable.

3.2. Statistical membership, background correction,
and geometrical correction

As a first step to estimate the projected total stellar mass, which
is the sum of all potential member galaxies (with masses greater
than the limiting mass), we first have to define candidate mem-
bers inside 509 and r500. Those members are defined as all the
galaxies inside a projected distance equal to 7500 Or 7500, Which
is defined from the X-ray centroid of a group/cluster and with
photometric redshift in the range z = z. + 0.1 x (1 + z5255)

photo

(where z is the central redshift taken from NED, and zﬁﬁif is

the photometric redshift taken from SDSS-DR8). We note that
we used a range of 0.1, which is of the order of the error on
photometric redshifts in the SDSS catalogue.

We constructed CMD for each group/cluster to identify the
red-sequence (RS). For each system, we linearly fit the red-
sequence and considered all galaxies within the RS best-fit
+0.3 mag as early-type objects. Late-type galaxies were clas-
sified as the objects that are bluer than the lower limit of the
RS. We summed the masses of all the early-type and late-type
galaxies that obeyed our criteria.

We corrected for background/foreground contamination by
measuring the total stellar mass of early-type and late-type
galaxies, assuming the same photometric redshift criterium, in
an annulus of inner and outer radii of 8 X rsop and 9 X rsq, re-
spectively (as already described in Lin et al. 2003; Lagan et al.
2008). The background regions do not overlap other structures
and were chosen to represent a field environment. We applied
early- and late-type definitions of the cluster to the background
region. Thus, field galaxies are selected by following the same
criteria as group/cluster potential members. We then summed
the masses of all late- and early-type galaxies in the background
area.

Finally, we added up the stellar masses of all early-type
galaxies from our systems and subtracted the stellar masses of
background early-type galaxies normalised to the cluster area.
The same was done for late-type galaxies. Then, To compute the
total stellar mass of the system, we summed the total corrected
values for early- and late-type stellar masses, considering our
limiting mass for the cluster/groups redshift.

There is one last correction to be applied. The values derived
for the stellar masses refer to a cylinder section projected perpen-
dicularly to the line of sight. On the other hand, the gas and total
masses are measured inside spheres of radii, r500 and rsg9. To
compare stellar masses to total and gas masses, we need to ap-
ply a geometrical correction to correct the cylindrical volume to
a spherical volume (see Appendix B for more details). The con-
centration parameters are taken to be 2 + 1 and 3 + 1 for clusters
and groups, respectively. These values lead to a multiplicative
factor on the stellar mass of 0.68 for clusters and 0.74 for groups
within 500 and 0.53 for clusters and 0.61 for groups within r;500.
One can note that the concentration parameter of clusters is cho-
sen to be lower than the parameter of groups, according to results
from Hansen et al. (2005).

3.3. Uncertainties

We have three major uncertainties: the photometric magnitude
uncertainty (about 14% of the stellar mass), the uncertainty
arising from the geometrical correction (about 6% within rsq
and 9% within rys09), and the uncertainty on the mass to light
ratio (about 26%). The error bars are approximated to be the
quadrature sum of the three uncertainties, i.e., about 30%. The
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uncertainty on the geometrical correction has been calculated,
assuming the concentration parameter is known at +1. In most
cases, our error bars are mainly because of the uncertainty on
the mass-to-light ratio. Thus, it could improve with better con-
straints on mass-to-light ratios. It is also interesting to note that
errors are of the same order within rysgy and rsgy, which shows
there are enough galaxies within 2509 to calculate statistical un-
certainties. Stellar masses with error bars are given in Table 1.

4. X-ray data analysis, gas and total mass
determinations

For the nine groups of our sample, we reduced the X-ray data
with the XMM-Newton Science Analysis System (SAS) v11.0
and calibration database using all the updates available prior to
February 2012. The initial data screening was applied using rec-
ommended sets of event patterns — i.e., 0—12 and 0—4 for the
MOS and PN cameras, respectively. The light curves in the en-
ergy range of [1-10] keV were filtered to reject periods of high
background. We used the background maps for the 3 EPIC in-
struments from Read & Ponman (2003). The background was
normalised with a spectrum obtained in an annulus (between
9-11 arcmin), where the cluster emission is no longer detected.
A normalised spectrum was then subtracted, yielding a resid-
ual spectrum. This normalisation parameter was then used in the
spectral fit. This procedure was already adopted in Lagan et al.
(2008) and Durret et al. (2010, 2011).

We also considered the 114 clusters from Maughan et al.
(2012) in the redshift range of 0.1 < z < 1.3, and observed with
Chandra. Their temperatures ranged from 2.0 keV to 16 keV.
This sample was first presented in Maughan et al. (2008), where
the full analysis procedure is described. In M12 the sample
was reanalysed with updated versions of the CIAO software
package (version 4.2) and the Chandra Calibration Database
(version 4.3.0).

4.1. Gas and total mass determinations for the groups

To compute the gas mass, we first converted the surface bright-
ness distribution into a projected emissivity profile that was
modelled by a S-model (Cavaliere & Fusco-Femiano 1978). The
gas mass is given by:

A
Mawr) = 4 mp e [ neryar, )
0
and for the B-model, we can write
n
ne = —0’ (4)

n¥
1+ ()]
where r, is the characteristic radius, g is the slope of the sur-
face brightness profile, pe = 0.81, and ny is the central density
obtained from the normalization parameter from the spectra.

To compute the total mass based on X-ray data, we rely
on the assumption of hydrostatic equilibrium (HE) and spher-
ical symmetry. The total mass can be calculated using the de-
projected surface brightness and temperature profiles. The total
mass is given by:

koTr (dlnp dlnT)

M =-
ol <) = =Gy @i+ dln

)

where r, is the radius inside which the mean density is higher
than the critical value by a factor of A (in our case, A = 2500,
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or A = 500); ky, is the Boltzman constant; 7 is the mean gas
temperature; m, is the proton mass; u is the molecular weight;
and p is the gas density. Here, we assumed that the systems
are isothermal, and we used a global temperature (measured
within 300 h;ol kpe) to compute the dynamic mass. To deter-
mine the temperature, the MOS and PN data were jointly fit
with a MEKAL plasma model (bremsstrahlung plus line emis-
sion). We fixed the hydrogen column density at the local Galactic
value, using the task nH from FTOOLS (an interpolation from
the LAB nH table, Kalberla et al. 2005) to estimate it. The gas
and total masses (derived inside rys00 and rsgp) and the other
quantities derived from X-ray observations are in Table 1.

Assuming that the gas temperature for groups is roughly
isothermal, r5¢ is given by Lima Neto et al. (2003):

23x 108 gkTy |2

Ic
A 12, EX(2; Qun, Q) p 12

(6)

r'an =

where 7. is the characteristic radius (given in kpc); 8 is the slope
given by the S-model fit for the surface brightness profile; (kT') is
the mean temperature (given in keV); and EX(7;Qm, Qp) =
Q1 +2° + (1 = Qun — Qa)(1 +2)> + Q) describes the redshift
evolution of the Hubble parameter. It is important to mention
that the surface brightness and temperature profiles reach rsg
without extrapolation for all systems.

4.2. Gas and total mass determinations for the Maughan
etal. (2012) sample

The gas density profile of each cluster was determined by con-
verting the observed surface brightness profile (measured in
the 0.7-2 keV band) into a projected emissivity profile, which
was then modelled in M12 by modifying the S-model (see e.g.,
Pointecouteau et al. 2004; Vikhlinin et al. 2006; Maughan et al.
2008) to take into account the power-law-type cusp instead of a
flat core in the centre of relaxed clusters. Also, the cluster gas
temperature, gas mass and 5y were then determined iteratively
in M12. The procedure was as follows: to extract a spectrum
within an estimated rs509 (with the central 15 percent of that ra-
dius excluded), integrate the gas density profile to determine the
gas mass within the estimated rs0 and thus calculate Yx, which
is the product of the temperature and gas mass, a low scatter
proxy for the total mass (Kravtsov et al. 2006). A new value
of rspo was then estimated from the Yx—M;. scaling relation of
Vikhlinin et al. (2009). The process was repeated until 509 con-
verged. All the details are in Sect. 2 of M12.

For the gas mass, we used Eq. (3), but we assumed the
modified S-model (as in M12) given by

2_ 2 (r/ro)™ yy—€ly

e no(l +r2[rd)¥-el? XA+ Gr/r)y =, O
where the additional term describes a change of slope by € near
the radius 7, and the parameter y controls the width of the transi-
tion region. Gas masses were then determined from Monte Carlo
realisations of the projected emissivity profile based on the best-
fitting projected model to the original data. The errors in the gas
mass determination were calculated using a Gaussian distribu-
tion for all gas mass values, and the standard deviation was as-
sumed to be the full width at half maximum of this distribution.

To test the assumption of isothermality, we computed here
the characteristic radius rso9 and 2500, by its definition,

M (< 15)

(o(rs)) = 43
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Fig.2. Comparison of the rsy values determined by Maughan et al.
(2012) and those computed with Eq. (6) to determine 509 and 7509 in a
homogeneous way for our sample.

where 0 is the density contrast, p.,(z) is the critical density at the
cluster redshift, and {o(rs)) is the mean total density inside 7.
The radius r;s is then found by numerically solving the following
equation:

3
4nd

rskT dlogp

ry = e (2) 9)

umyG dlogr rers
Spherical symmetry and hydrostatic equilibrium are assumed,
and kT and p are the gas temperature and density, respectively.
To solve this equation, we used the gas density profile from
Eq. (7) and an isothermal temperature. As shown in Fig. 2, the
values agree with those derived in M12, although they are sys-
tematically lower. They may be because the M12 values were
derived using a scaling relation, and we assume hydrostatic
equilibrium (more discussion in Appendix A).

We computed the total mass using Eq. (5) and assuming a
modified S-model for the gas density profile and an isothermal
profile, as in the case for the groups. In Appendix A, we test the
assumption of isothermality. By showing this, we are not intro-
ducing any systematic error, and we show that the total masses
derived in this work are robust. The gas and total masses inside
radii 509 and rsgp are presented in Table 1. The errors on the
total mass determinations are mainly because of the assumption
of an isothermal gas.

It is important to state that Piffaretti & Valdarnini (2008)
have shown that masses can be underestimated by about 5%,
even for the most relaxed clusters. Nagai et al. (2007) found
that the gas mass is measured quite accurately (<~6%) in all
clusters, while the hydrostatic estimate biases the total mass to-
wards lower values by about 5%—20% throughout the virial re-
gion, when compared to the gravitational mass estimates. Thus,
we incorporated a 10% error into our fg, error budget for all
systems (clusters and groups).

5. Results

We present our results in four different sub-sections. In the first
part, we present and discuss the star formation efficiency as a
function of total mass computed inside 500 and 509 for our
sample of 37 systems (nine groups and 28 clusters) with both
optical and X-ray available data. In Sect. 5.2, we investigate the
difference in mass between the estimated total baryon budget
and the WMAP-7 value. Then, we discuss in Sect. 5.3 the gas
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mass fraction enclosed in 2509 and s, and also the differential
mass fraction as a function of total mass for our entire sample
of 123 systems. Finally, we address the use of clusters, or more
precisely, the total baryon budget and the gas mass fraction as a
function of redshift, as cosmological tools in Sect. 5.4. Given the
large scatter observed, we adopt the robust Spearman correlation
coefficient p and determine the significance of its deviation from
zero P (where a small value of P indicates a stronger correla-
tion) to evaluate the significance of the correlations (see Press
et al. 1992).

5.1. Cold baryon fraction and star formation efficiency

In this section, we investigate the star formation efficiency and
the cold baryon fraction dependences on total mass of the sys-
tem. The star formation efficiency can be defined as the ratio
of stellar to gas mass, and the cold baryon fraction is the ra-
tio between the stellar mass and the total baryon (stars plus
ICM) mass. In Fig. 3, we show the star formation efficiency and
the cold-baryon fraction as a function of total mass computed
for 2500 and '500-

From Fig. 3, we see a clear trend, which suggests that the
cold baryon fraction and star formation efficiency decrease with
increasing total mass (as reported previously by David et al.
1990; Roussel et al. 2000). We obtained a Spearman correla-
tion coefficient of p = —0.73 with P = 1077 for the correlations
within 7500 and p = —0.84 with P = 10! for the correlations
within r,500. In both cases, we had a strong correlation between
the cold baryon fraction/star formation efficiency and the total
mass.

The star formation efficiency decreases by an order of mag-
nitude for both 500 and 7500 from groups to massive clusters.
From the analysis of twelve groups and clusters, David et al.
(1990) also found a strong correlation for Mur/Mgas X Mo,
showing that the M,./Mg,s ratio varies by more than a factor
of five from low to high-mass systems.

5.2. Difference between the observed and WMAP-7 baryon
fractions

In Fig. 4, we show the stellar, gas, and total baryon budgets as
a function of total mass of the system. We also show the ratio
between the total baryon fraction determined by the sum of fi,
and fgs and the WMAP-7 value as a function of total mass in
the bottom panel. The solid lines represent the best linear fits
for the total, gas and stellar mass fractions as a function of to-
tal mass. We also represent the fits for the stellar mass fraction
for groups and clusters separately. As we see, the best fits for
the stellar mass fractions differ by more than 3¢ if we separate
the 28 clusters from the 9 groups. This suggests that groups and
clusters form two distinct populations in terms of stellar content.

The total baryon mass fraction, as shown in Fig. 4, for the
mass range analysed here indicates a decrease towards groups
and poor-clusters (as mentioned previously). The discrepancy
between the total baryon mass fraction and the WMAP-7 value
becomes larger with decreasing mass (as already pointed out by
some previous works, such as in Gonzalez et al. 2007; Giodini
et al. 2009; Andreon 2010). To use the total baryon fraction
of galaxy clusters as a cosmological tool, one thus should con-
sider carefully the sample. These structures range in mass from
Msgo ~ 103 M, to 10" M., and Jbaryon 1s not constant for the
entire range of mass. We discuss this further in Sect. 6.
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Fig. 3. Cold baryon fraction, My /(Mas + Mg,r) and star formation efficiency, My, /Mgs, as a function of total mass, computed inside 2500 (upper

panels) and rsoy (lower panels).

5.3. Gas mass fraction within rsop, and rosop,
and the differential gas mass fraction (fg.s qir)

The gas mass fraction of clusters of galaxies can be used as a
cosmological tool, as first done by Allen et al. (2002) and re-
fined later by (Allen et al. 2004, 2008). These studies show an
agreement between the gas mass fraction and the ACDM cos-
mology. Recently, more sophisticated X-ray analyses were done
by Ettori et al. (2009) and Mantz et al. (2010). All these studies
rely upon the assumption that the gas mass fraction of the cluster
sample considered is constant with total mass and redshift.

In this section, we present our results concerning the gas
mass fraction dependence on the total mass, making use of our
entire sample of 123 objects. We present our results in Fig. 5.
We show the strong cool-core clusters in blue (RCC is defined
in Maughan et al. 2012, these are the most relaxed clusters in
the sample). Cool-core clusters are generally defined by a drop
of temperature in the centre which is associated with denser
cores that are cooling hydrostatically via bremsstrahlung. They
are associated with dynamically relaxed clusters, where the hy-
drostatic equilibrium equation is valid. However, it seems to be a
general agreement between the “true” masses (measured through
weak-lensing) and the X-ray derived values inside 750, indepen-
dent of the dynamical state of the system (Zhang et al. 2010).

In Fig. 5, we show the gas mass fraction inside 2500, and 500
and the differential gas mass fraction as a function of total mass.
The differential gas mass fraction, fy,s gift, is defined as the mass
fraction within the spherical shell of radii 7,500 and rspg; that is,
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[Mgas 500 — Mgas 25001/ [Mior,500 — Mior2500]. We see that there is
a fgzas dependence on total mass for total masses enclosed in
both radii. If we assume a linear dependence (BCES bisector)
fOr fas2500 — Mior2500 faas2s00 o Mos 092 (with a p = 0.47

2500
and P 2.8 x 107®) is compatible with the relation com-

puted for rspy within the measurement errors fgas 500 oc Mog 002
(with a p = 0.16 and P = 0.006). Both relations are steeper
than the relation found for the differential gas mass fraction,
Fas.dift o M&%gg'oz, that is compatible with a flat distribution.
We must stress that the trend found here for fyus500 — Miot,500
is not as steep as the one presented in Lagan et al. (2011)
within 1o, which may be because of two major factors: first,
we computed the total mass from a scaling relation using the gas
mass as a proxy in the previous work, imposing a fy,s depen-
dence on My and diminishing the scatter in the relation; second,
we have assumed an isothermal gas to compute the total mass in
the present work, instead of considering the temperature profile.
However, the slopes agree within 20

The differential gas mass fraction shown in Fig. 5 is higher
than the cumulative measures, reaching the universal baryon
fraction for systems with mass Msyy ~ 10'* M. Clearly, the
differential gas mass fraction is constant at the 1o~ level and pro-
vides a better constraint for cosmology, although the statistical
scatter is very large. For groups (i.e., the systems in our sample
with Msoy < 10'* M), we still observe lower values for the dif-
ferential gas mass fraction when compared to the WMAP-7 re-
sult. Since our sample includes few systems in this mass regime,
we cannot derive firm conclusions.
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of fyar and fyas and the WMAP-7 value as a function of total mass.

Comparing the three plots in Fig. 5, we conclude that the
observed foas—M,or trend found for groups and clusters is due
to the lack of gas enclosed inside rys09 for groups and poor
clusters, as proposed by Sun (2012), owing to non-thermal pro-
cesses, such as supernova feedback, that are more efficient in
low mass systems because of the shallower potential well. From
their hydrodynamical simulations, Young et al. (2011) reported
that the injection of entropy has removed gas from the cores
of the low-mass systems and pushed the gas out to larger radii
between rsg9 and .

5.4. Cosmological constraints from the total baryon budget
and from the fg,5 vs. redshift relation

As mentioned before, the X-ray data analysis of galaxy clus-
ters can provide reliable constraints on cosmology from the to-
tal baryon budget and the gas mass fraction dependence on the
redshift. One of the classical methods to infer Q,, assumes that
the baryon-to-total mass ratio should closely match the cosmo-
logical values, and thus Q,/Qy, ~ My /M (White et al. 1993;
Evrard 1997). Combining Q = 0.0456 (Jarosik et al. 2011)
with our values for the baryon fraction obtained in Sect. 5.1,
our results imply Q;;, < 0.55 (assuming the lowest f;, value and
agreeing with Ettori & Fabian 1999), and if we take the highest
significant estimates for f,, Qp > 0.22.
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Fig.5. Gas mass fraction as a function of total mass computed
within ras09 (upper panel), and within rsoy (middle panel); the differ-
ential gas mass fraction, [Mgass500 — Mias25001/[Mior500 = Mioi25001, as
a function of My 500 (lower panel). The triangles represent the nine
groups, while the circles represent the 114 clusters from M12 (we show
in blue the strong cool-core clusters). The red lines show the best fits
for the entire sample. The dashed line in the middle panel corresponds
to the best fit found by Lagan et al. (2011).

In addition to the calculation of Q, based on the total baryon
budget, the gas mass fraction has been used to obtain more
rigorous constraints on cosmology that probes the acceleration
of the universe. The apparent behaviour of fg, with redshift
can constrain the cosmic acceleration, as studied in Ettori &
Fabian (1999) and Allen et al. (2004, 2008). This constraint
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originates because f,,s measurements depend on the distance to
the cluster (fps o d').

The gas mass fraction for the present sample was computed,
assuming the default ACDM cosmology, and we show the gas
mass fraction determined inside 72500 (feas,2500) and 7500 (fgas,500)
as a function of redshift in Fig. 6. On the bottom of each panel,
we show with red points the mean gas mass fraction value com-
puted for bins of 0.2 in redshift as a function of the mean red-
shift, and the errors are the standard errors on the mean.

From this figure, we can see that the gas mass fraction values
determined for 3500 and rso show little variation with redshift.
Assuming foas,) = A+ B Xz, we obtained A = 0.130 +£0.009 and
B = 0.010 £ 0.015 for rs5g9, and determined A = 0.110 + 0.008
and B = —0.019 +0.013 for r»500. From these results, we verified
that the enclosed gas mass fraction does not depend on redshift
at a 20 level in both cases.

From our analysis, we cannot attribute the slight decrease of
feas2500 with redshift to evolution of fy,s. Selection biases may
have led to the enhanced mean gas mass fraction at around z =
0.3 and may have driven the observed trend, as recently reported
by Landry et al. (2013).

6. Discussion

In this section, we further discuss the results obtained in
this work and compare them to previous observational and
theoretical ones.
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6.1. Stellar and gas mass dependence on total mass

The trends shown in Fig. 3 can be explained by a decrease in the
stellar mass with an increase in cluster mass. Alternatively, the
gas mass can increase for more massive systems. From previous
results in the literature (David et al. 1990; Lin et al. 2003; Lagan

et al. 2008; Giodini et al. 2009; Lagan et al. 2011; Zhang et al.
2011), we observe both behaviours, but the decrease in stellar
mass fraction as a function of total mass is more significant than
the gas mass increase in the same range. This provides evidence
that there is no well-tuned balance between the gas and stellar
mass fractions. This evidence suggests that the variation in star
formation efficiency is because of the variation in stellar mass,
which arises from the decrease in efficiency of tidal interactions
among galaxies, the removal of the gas reservoir of galaxies due
to the motion of galaxies through the ICM, or feedback pro-
cesses that may quench star-formation. Recent numerical sim-
ulation results from Dubois et al. (2013) supported this scenario.
According to their results, AGN feedback alone is able to signifi-
cantly alter the stellar mass content by quenching star formation.

During mergers to form rich clusters, the gas within the sys-
tem will be shocked and heated to the virial temperature. As
mergers progress, more massive systems are formed, and the
gas is progressively heated to higher temperatures. Thus, cool-
ing and galaxy formation are inhibited. Since rich clusters are
formed from many mergers, this explains why this large gas
fraction of the gas is not consumed to form stars. In contrast,
less massive systems, such as groups, have experienced fewer
mergers. Therefore their gas is cooler and more stars are formed
within the galaxies. As a consequence, the star formation effi-
ciency is higher in groups, which indicates that physical mecha-
nisms that depend on the virial mass, such as ram-pressure strip-
ping, are driving galaxy evolution within clusters and groups.
This result is important to provide constraints on the role of ther-
modynamical processes for groups and clusters and seems to
agree with theoretical expectations from hydrodynamical sim-
ulations by Springel & Hernquist (2003). In their models, the
integrated star formation efficiency as a function of halo mass,
which varies from 10% to 105 My, falls by a factor of five to ten
over the cluster mass scale, due to the less efficient formation of
cooling flows for more massive haloes (in their case, with tem-
perature above 107 K, what comprises the entire range of mass
analysed in this work).

Recently, Planelles et al. (2013) carried out two sets of simu-
lations including radiative cooling, star formation and feedback
from supernovae and in one of which they also accounted for
the effect of feedback from AGN. These authors found that both
radiative simulation sets predict a trend of stellar mass fraction
with cluster mass that tends to be weaker than the observed one.
However this tension depends on the particular set of observa-
tional data considered. Including the effect of AGN feedback al-
leviates this tension on the stellar mass and predicts values of
the hot gas mass fraction and total baryon fraction to be in closer
agreement with observational results. Also, Zehavi et al. (2012)
studied the evolution of stellar mass in galaxies as a function
of host halo mass using semi-analytic models, and their results
agree with our findings of a varying star formation efficiency.
These latter authors found that baryon conversion efficiency into
stars has a peaked distribution with halo mass and that the peak
location shifts toward lower mass from z ~ 1 to z ~ 0. Another
difference between low- and high-mass haloes is that the stel-
lar mass in low-mass haloes grows mostly by star formation
since z ~ 1. In contrast, most of the stellar mass is assembled
by mergers in high-mass haloes.
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6.2. The ICL contribution to the total baryon budget

To account for the difference in baryons at the low-mass end (see
Fig. 4), where the total baryon budget is still significantly below
the value of WMAP-7, there are two possibilities. The first pos-
sibility is that the discrepancy in baryon mass fraction is because
of feedback mechanisms, as expected by many studies (includ-
ing Bregman 2007; Giodini et al. 2009). Recent numerical sim-
ulations performed by Dai et al. (2010) proposed that the baryon
loss mechanism is primarily controlled by the depth of the po-
tential well: the baryon loss is not significant for deep potential
wells (rich clusters), while for lower-mass clusters and groups
the baryon loss becomes increasingly important. Baryons can be
expelled from the central regions beyond rsoy. The second possi-
bility is to account for baryons in other forms: for example, the
increase in the stellar light via intra-cluster light (ICL), which
increases the stellar mass.

ICL is one of the most important sources of unaccounted
baryons, and observational results have shown that it may repre-
sent from 10% to 40% of the total cluster light (e.g., Feldmeier
et al. 2002; Zibetti et al. 2005; Krick & Bernstein 2007;
Gonzalez et al. 2007). However, recently, Burke et al. (2012)
found that the ICL constitutes only 1-4% of the total cluster light
within rsq in high-z clusters.

To investigate the ICL contribution as a function of system
total mass, we computed the difference between the observed
total baryon budget and the WMAP-7 value, which is taken
to be: Mgg = (beMAlL7 - f;bs) X M50, Where beMAP—7 is
the WMAP-7 value; f;’bs is the observed baryon mass fraction
that we computed for our systems; and Ms is the total mass
computed in the rsop radius. We then assumed that this differ-
ence in mass is under the form of luminous matter. To compute
the corresponding “missing stellar surface brightness”, we as-
sumed a mass-to-light ratio for ellipticals of M/L = 1.7 My/Le
(Kauffmann et al. 2003) to convert the difference in mass into
a difference in luminosity. We then convert the luminosity in
surface brightness by dividing the area inside rs5gg.

In Fig. 7, we show the missing stellar mass divided by the
total stellar mass as a function of total mass (upper panel), the
missing stellar surface brightness as a function of total mass
(middle panel), and the ratio between the stellar surface bright-
ness and the BCG magnitude as a function of total mass. Since
the stellar mass fraction decreases for massive clusters (Fig. 4)
one could conclude that the ICL could be more important in clus-
ters of galaxies because the measured stellar light fraction of the
ICL has not been considered. As a direct consequence of the
stellar mass dependence on total mass, we observe an increase
of the missing-to-total stellar mass ratio as a function of the total
mass of the system, as shown in the upper panel of Fig. 7. In this
panel, groups and clusters seem to be two distinguished popula-
tions, which are comparable to the behaviour observed in Fig. 4.
Then, if we think in terms of missing surface brightness, groups
seems to present fainter values than clusters. This means that it
would be easier to detect the ICL contribution is clusters than in
groups.

However, from the values obtained here, the stellar compo-
nent would have to increase by a factor of three to be able to
explain the baryon deficit with intra-cluster light for low-mass
systems. Moreover, such a high amount of ICL would be visi-
ble in current observations. Although a large sample of clusters
and groups is needed for further constraints on the photometri-
cal properties and for the ICL formation mechanism, it is very
unlikely that the ICL will be able to answer the baryon deficit
problem.

Even by considering the uncertainties associated with our
total baryon fraction and the WMAP-7 measurement, the two
values are discrepant at the 50 level for systems with mass
Msg < 10" My Tt is therefore probable that either the baryon
mass fraction within r5pp in groups is different from the uni-
versal value, or that there are still unaccounted baryons (other
than ICL) in the low-mass regime.

7. Conclusions

We have investigated the baryon content of a sample of
123 galaxy clusters and groups, whose mass spans a broad range
(from groups of Mspy ~ 103 M, up to clusters of Msy =
4 x 10 M,). We measured the cluster gas and total masses
from X-ray data analysis, and we computed the stellar masses
for 37 out of 123 galaxy clusters and groups using DR§-SDSS
data. We summarise our results and discussions in the following
points:

— For a subsample of 37 systems for which we had both op-
tical and X-ray data, we derived quantities inside 500 and
rs00 to investigate the stellar, gas and total mass fractions
dependence on total mass. We confirmed the previous trend
found in the literature: the star formation efficiency is lower
for more massive clusters. It decreases by an order of mag-
nitude from groups to clusters inside both 7,509 and rs5p9. We
observe a decrease of the cold baryon fraction and of the star
formation efficiency from 509 to 7500.

— Star-formation efficiency is lower in galaxy clusters than in
groups, which suggests that the gas reservoir of the galaxies
during cluster formation in more massive clusters are more
affected by mechanisms, such as ram-pressure, that quench
the star formation. Physical mechanisms depending on the
total mass of the system may be driving galaxy evolution
in groups and clusters. This observational result agrees with
hydrodynamical simulations.

— For the entire sample of 123 systems, we analysed the gas
mass fraction inside 500, and rsop and also the differential
gas mass fraction (fgas2500 — feas,500) dependence on total
mass. We found that the gas fraction depends on the total
mass inside both radii, with the dependence being steeper for
the inner radius. However, we found that for systems more
massive than M, > 10'* M, the differential gas mass frac-
tion shows no dependence on total mass, which provides ev-
idence that groups cannot retain gas in the inner parts in the
same way clusters do. Since groups have shallower poten-
tial wells, non-thermal processes are more important than in
clusters, and AGN feedback, for instance, could expel the
gas towards the outer radii of groups. This result is an indi-
cation that such processes must play a more important role
in the centres of low-mass systems than in massive clusters.

— The differential gas mass fraction is higher than the cumula-
tive measures and clearly more constant as a function of total
mass, which provides better constraints for cosmology.

— Combining the baryon-to-total mass fraction with primor-
dial nucleosynthesis measurements, our results indicate that
0.17 < Qp < 0.55. We also observed that the gas mass frac-
tion that is enclosed within 1509 and 7509 does not depend on
redshift at the 2-sigma level, which is very important in the
use of clusters of galaxies as a cosmological tool to constrain
the cosmic acceleration.

— Our results show that non-thermal processes play different
but important roles on galaxy evolution in groups and clus-
ters. While in groups, the gas is more affected because of
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Fig.7. Top: “missing stellar mass” to total stellar mass ratio as a function of M,sgy (left panel) and Msyy (right panel); Middle: “missing stel-
lar surface brightness” as a function of total mass for rysoy (left panel) and rsyy (right panel); Bottom: “missing stellar surface brightness” to
BCG magnitude ratio as a function of Mysyy (left panel) and Msq (right panel).

the lower potential well, in galaxy clusters, the cold baryons
(stars in galaxies) are more affected due to ram-pressure
stripping. These mechanisms make the baryon distribution
in these two structures different. Many studies have in-
deed reported systematic differences between the physical
properties of groups and the clusters.

To investigate the contribution of the ICL to the baryon
budget, we computed the difference in mass between the
WMAP-7 value and the observed baryon fraction in terms of
surface brightness. The values found here for the expected
missing surface brightness for clusters of galaxies are sim-
ilar to the ICL surface brightness detected in the literature,
which span the range of ~24 < u, < 28. If the difference be-
tween the observed baryon fraction and the WMAP-7 value
is because of luminous matter that is spread throughout the
volume of the system, as a direct consequence of M, de-
pendence on My, we observe a small increase in Missing
Mass/ Mg, with total mass, and groups and clusters seem to
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be separated into two distinct populations. However, we have
a high scatter inside both 1509 and rsgg. In terms of missing
surface brightness, we observe a small decrease as a function
of total mass also for the ratio between the missing surface
brightness and the BCG magnitude inside rsq, but it is diffi-
cult to spot a clear trend from these panels.
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Table 1. General properties, X-ray parameters and stellar masses derived for our sample.

Groups
Name z RA Dec 2500 rs00 (KT) Meas 2500 Mo 500 Myoi2500 Mious00 Mz 2500 Myar 500
(g kpe  (h3)) kpe (keV) (102 Mo) (107 Mo) (107 My) (10 Mo) (102 Mo) (10" Mo)
NGC1132 02h52m51.9s ~01d16m20s 1715 3835  008x0.10 029+003 124003 085009  1.55%0.17 037+009 0.60+0.12
RBS461 03h41m21.7s +15d24m18s 2624 586.8 214046 055£009 2.09+039 092+025  270£0.73 0.54£015 095025
NGC4104 12h06m39.0s +28d10m27s 224.7 502.5 1.63 £ 0.18 0.57 + 0.05 2.05 £ 0.09 1.16 £ 0.13 270 £0.48 0.28 +0.07 0.69 £ 0.18
NGC4325 12h23m06.7s +10d37m16s 182.1 4086  0.89+0.11 047005 150002 096+0.12  227+027 0.14+004 029008
NGC5098 13h20m16.2s +33d08m39s 154.1 344.6 0.94 +£0.17 0.32 +0.05 1.30 £ 0.21 0.63 +0.11 1.41 £ 0.25 0.31 +0.08 0.55+0.14
Abell1991 14h54m30.2s +18d37m51s 2519 5633 220+£057  2.11+046 6.68+0.12 285+0.74 0.59+0.18  1.09 +0.30
AWM4 16h04mS57.0s +23d55mlds 245.0 547.8 240026 127012 560029 239+026 042010  0.620.14
1C1262 17h33m02.0s +43d45m35s 284.8 6369 264+ 151  175:064 636065 390+ 123 0374011  0.65+0.18
RXCJ2315.7-0222 23h15md4.1s ~02d22m59s 191.0 4271 139023 051006 186019 1.15£025  237x0.51 031009  0.70 +0.20
Clusters from M12
Name z RA Dec 2500 rs00 (kT) MF:n,lim Myas 500 Mo 2500 Mo s00 M 2500 M 500
() kpe  (hd) kpe (keV) (107 M) (10" M) (10" M) (10" M) (10" My) (10" M)
MS0015.9+1609 0.54 00hISm33.631s  +16d26ml13.56s 556 1092.6 83+05 334017 120:06 226014  6.67 040 - -
RXJ0027.6+2616 037 00h27m46.051s  +26d16m19.92s 3284 914.8 48+1.0 078x0.14 4508 074+015  3.19%0.66 - -
CLJ0030+2618 0.50 00h30m33.948s +26d18m08.28s 291.2 8114 41+1.7 0.60 + 0.21 3.1+1.1 0.60 + 0.25 2.60 + 1.08 - -
MS0015.9+1609 0.54  00h18m33.631s  +16d26m13.56s 445.6 1092.6 83+05 334+017 129306 226+014  6.67+040 - -
RXJ0027.6+2616 037 00h27m46.051s  +26d16m19.92s 3284 914.8 48+1.0 078+0.14 45+08 074+015  3.19%0.66 - -
CLJ0030+2618 0.50  00h30m33.948s  +26d18m08.28s 291.2 8114 4117 0.60+021 3011 060025 2,60+ 1.08 -
AG8 026 00h37m06.089s  +09d09m33.04s 559.6 13527 78+1.0  298+032 8809 322+041 910117 - -
AllS 020 00hS5mS0.688s  +26d24m37.80s 4294 1035.7 67+1.0 145+0.18 65+08 137£020  3.84:0.57 0.14+004 081024
A209 021 01h31m53.520s  —13d36m46.4ds 479.9 1213.1 7405 223+0.13 9.7+0.5 193013  622:042 - -
CLI0152.7-1357S 0.83  01h52m39.888s  13d58m26.76s 239.7 625.3 49+ 11 050+0.09 3006 0.50+0.11 1.77 + 0.40
A267 023 01h52md2.144s  +01d00m41.29s 404.3 953.3 44£05 161015 52+05  LI8x013  3.10£035 025£007 0.55+0.16
CLI0152.7-1357N 083 01h52m44.280s  13d57m19.08s 239.0 621.1 49+09  053+0.08 32£05 049009  173+032
MACSI0159.8-0849  0.41  01h59m49.368s  —08d50m00.42s 570.7 12963 102409 409+030 11508 4.05+036  9.49+0.84 - -
CLI0216-1747 0.58  02h16m32.856s  —17d47m32.285 3189 849.9 56+38  047+027 24+14 087059  328+222 - -
RXJ0232.2-4420 028  02h32mI8.216s  44d20m49.565 539.0 13175 80+ 1.4 358+052  11.2:16 297+052 868+ 1.52
MACSI0242.52132  0.31  02h42m35.856s  —21d32m26.16s 439.9 985.5 55+07 2142023 57+06 1.67£021  3.76+0.48 - -
A383 0.19  02h48m03.432s  —03d31m45.87s 425.1 971.2 45+03  1.40+0.08 4002 131+009 313021 022007 049+0.15
MACSI0257.62209  0.32  02h57m41.328s  —22d09m14.40s 455.5 1199.4 67409 1.99+0.22 7609 187025  683+0.92 - -
MS0302.7+1658 042 03h05m31.656s  +17d10m10.56s 308.9 697.8 33+£08 082+0.17 2505  066+016 151037 -
CLI0318-0302 037 03h18m33.456s  —03d02mS57.30s 435.4 1030.8 54+17 1312034 38+ 1.0 1732054 458+ 144 - -
MACSJ0320.6-0211  0.45  03h29m41.520s  —02d11m45.99s 349.9 839.6 45+05 1.74+0.16 57+05 098011  272+030 - -
MACSI0404.6+1109  0.36  04h04m32.664s  +11d08m16.80s 343.1 834.5 55407  0.84+0.09 4505 083001  239+030 - -
MACSI0429.6-0253  0.40  04h29m35.952s  02d53m06.21s 456.1 1065.8 65+0.7 227+020 6506 205+022  524+0.56
RXJ0439.0+0715 023 04h39m00.672s  +07d16m03.75s 440.1 1169.6 5304  205+0.13 7305 1.52£0.12  572+0.43 - -
RXJ0439+0520 021 04h39m02.304s  +05d20m43.26s 387.7 848.8 39404 115+0.10 31+03  1.02£010  214+0.22
MACSI0451.940006  0.43  04h51m54.408s  +00d06m19.13s 363.0 892.7 5011 150+027 50+£11  1.07£024  3.19£0.70 - -
AS521 0.55 04h54m11.184s —03d00m53.85s 292.4 906.2 4.8+0.2 0.67 +0.02 6.8+0.2 0.46 + 0.02 2.73+0.11 - -
A520 025 04h54m06.576s  —10d13m15.24s 447.1 1251.2 65+03  202+008  103:04 155£007  678+031 - -
MS0451.6-0305 0.20 04h54m09.600s +02d55m28.63s 447.1 1148.9 T76+1.2 3.60 +0.47 126 + 1.7 231 +0.36 7.83+1.24 - -
CLJ0522-3625 047 05h22m14.832s  —36d24mS57.60s 3187 845.2 4314 0.60£0.16 2807 076+025  284+093 - -
CLJ0542.8-4100 0.64 05h42m50.208s —41d00m04.32s 346.4 872.4 62+1.0 111 +0.15 48+0.7 1.20+0.19 3.83 £ 0.62 - -
MACSJ0647.7+7015  0.58  06h47m50.160s  +70d14m55.68s 533.6 12310 113+21 38+060 11818 4.09+076 10.04+ 1.86 - -
1E0657-56 030 06hS8m30.000s  55d56m39.12s 692.9 17226 117405 857031  250+09 640027  19.66+0.84
MACSI0717.5+3745  0.55  07h17m31.680s  +37d45m31.68s 400.9 15130 106+1.0 277022  244+19 166016 17.81+ 168 - -
AS86 0.7 07h32m20.160s  +31d37m55.92s 557.8 1265.8 76+08  245+022 69+06 291+031 681072  02£006 297089
MACSJ0744.9+3927 0.70 07h44m52.320s +39d27m26.64s 3922 1017.6 8.1+0.7 2.60 +0.19 10.3+0.7 1.86 £ 0.16 6.49 + 0.56 - -
A665 0.18  08h30m57.360s  +65d50m33.36s 481.6 13573 78+04 239010  126+05 190010  850+044 043+013 058017
AG9T 0.28  08h42m57.600s  +36d21m55.80s 578.7 14557 102408 434028  161+1L1 367+029 1168+092 034+011 070021
CLI0848.7+4456 0.57  08h48md7.760s  +44d56m13.92s 199.7 460.7 20£02  0.19+0.02 0801 021+002  052%0.05 - -
ZWCLI1953 032 08hS0m06.960s  +36d04m17.40s 4419 1057.0 6.1+£0.6 196+0.16 68+0.6 171017  4.67+046
CLI0853+5759 048  08h53m14.880s  +57d59m57.48s 2085 943.1 5115 042+0.10 3.0£08 063018 397117 - -
MS0906.5+1110 0.18 09h0Ym12.720s +10d58m32.88s 405.7 923.0 4.7+0.3 1.28 + 0.07 44+02 1.13 £ 0.07 2.67+0.17 0.28 + 0.09 0.92 +0.31
RXJ0910+5422 LIl 09h10md4.880s  +54d22m07.68s 161.6 524.9 2719 020+0.12 13208  021+015 145+ 1.02 - -
A773 0.22 09h17m53.040s +51d43m39.72s 506.2 1306.3 74+04 2.52+0.11 9.6+04 229 +0.12 7.86 + 0.42 0.20 + 0.06 0.80 £ 0.24
A781 030 09h20m26.160s  +30d30m02.52s 332.0 984.4 55+05  0.85+0.06 6605 071006  3.68+033 030£0.10 0.600.18
CLJ0926+1242 0.49 09h26m36.480s +12d43m03.36s 306.2 804.2 45+ 1.0 0.61 +£0.11 29+0.5 0.69 + 0.15 2.50 + 0.56 - -
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Table 1. continued.

Name z RA Dec raso0 rso0 (kT) Mgas2s00  Mgasson Mio2s00 Misoo  Maar2s00 Maar 500
(h3d)kpe  (h33) kpe (keV) (108 M) (108 M) (104 My)  (10% Mg) (10" My) (10" Me)
RBS797 035 09h47m12.960s +76d23m13.56s 5095 11397 73+ 1.0 330x038 8.1x09 272+037 6.08+0.83 - -
MACSJ0949.8+1708 0.38 09h49m51.840s +17d07m07.68s 4572 10577 73+0.9 259+0.27 9.0+09 203+025 5.03+0.62 - -
CLI0956+4107 0.59 09h56m03.360s +41d07ml12.72s 2788 7929 4.0+0.7 061009 32x0.5 0.58+010 2.69+047
A907 0.15 09h58m21.840s —11d03md9.32s 4710 10637 54+02 179+0.06 52+02 172+006 3.97+0.15 - -
MS1006.0+1202 0.22 10h08m47.520s +11d47m42.36s  469.4 11221 6.0=05 1.58+0.11 5404 1.83+0.15 501042 - -
MS1008.1-1224 0.30 10h10m32.400s —12d39m30.24s 3534 9977 46+04 1132008 55+04 085007 3.84+033 - -
ZW3146 0.29 10h23m39.600s +04d11m12.08s  561.6  1267.8 7.8+0.4 4.18+0.18 10.1+04 339017 7.79 +0.40 - -
CLI1113.1-2615 073 11h13m05.280s -26d15m38.88s 2622 6107 36+13 050£0.15 18=05 057021 145=052 - -
A1204 0.17 11h13m20.400s +17d35m40.92s  383.0 8581 37+03 110£0.07 30202 094008 2.12+0.17 029%0.09 0.190.06
CLIL117+1745 0.55 11h17m30.000s +17d44m52.44s 2456  569.4 33=09 029007 1303 038+0.10 095026 - -
CLI1120+4318 0.56 11h20m57.360s +23d26m30.12s  341.2 9062 52+13 1332028 5311 1.09+027 4.08+1.02
RXJ1121+2327 0.60 11h20m07.200s +43d18m05.765 515 7097 32403 0.00£000 3002 0.00+000 1.87+0.18 - -
A1240 0.16 11h23m37.920s +43d05m37.32s 1112 11088 38+03 0.01+0.00 36+02 0.02+000 452+036 - -
MACSJ1131.8-1955  0.31 11h31m55.200s —19d55m50.88s 5010 14662 9.5+ 1.8 288045 155+2.4 245+046 1227+233 - -
MS1137.5+6625 0.78 11h40m22.320s +66d08m15.72s  3068.7 6.5+ 1.4 146+026 42+08 171037 4240091 - -
MACSJ1149.5+2223 0.55 11h49m35.040s +22d24m10.085  402.8 85+ 11 232:025 122+13 168+022 585076
Al413 0.14 11h55m18.000s +23d24ml17.28s 5564 701+£03 2842010 84+03 281012 7.69+032 042013 0742022
CLI1213+0253 041 12h13m34.800s +02d53m4639s  316.0 39+09 049:0.09 2.01+04 0.69+016 232+054 - -
RXJ1221+4918 0.70 12h2(m26.400s +49d18m30.24s  302.2 3 59+0.7 085008 46=05 085010 3.04+036 - -
CLJI226.9+3332  0.89 12h26m57.840s +33d32md7.76s 4368  1029.6 10.0+1.9 3.08+049 87=14 323061 846+ 1.61 - -
RXJI1234.240947 023 12h34m17.50s +09d45m58.48s 3820 14779 7.6+24 0732019 83+22 100031 11.53+3.64 023+0.08 047=0.14
RDCS1252-29 124 12h52m54.960s —29d27m20.88s 1952 5033 4.6+09 033+005 1.7+03 043+008 1.47+029 - -
Al1682 0.23 13h06m50.880s +46d33m30.24s 3880 9392 58420 115+033 5616 105036 298+103 020+0.06 0.52+0.16
MACSII311.0-0310 049 13h11m01.680s —03d10m36.87s  450.6  1030.4 6508 2.01+021 5105 221£027 529065 - -
A1689 0.18 13h11m29.520s -01d20m29.68s  619.6 14875 8.4+04 456+0.18 120+0.5 4.05+0.19 1120053 0.58=0.17 117035
RXJI317.442911  0.81 13h17m20.880s +29d11m15.00s 1612 4189 2208 0.1£0.03 07+02 015005 0.51£0.19 - -
CLI1334+5031 0.62 13h34m19.200s +50d31m05.52s 3244 7422 52421 089+030 3311 096+039 230+093 - -
A1763 0.22 13h35m18.240s +40d59m59.28s  496.4 13283 8.1+05 245+0.13 115206 2.17+0.13 832051 025007 0.79+0.24
RXJ1347.5-1145 045 13h47m30.720s  11d45m10.44s 6720 15246 142+ 14 7.95+0.65 202+ 1.7 697+069 1628+ 1.61
RXJ1350.046007  0.80 13h50m48.480s +60d07m5.520s  240.6  602.6 4.5=1.0 041008 2204 049011 153034 - -
CLJ1354-0221 0.55 13h54m17.280s -02d21m50.97s 2287 5853 3.1+09 030£0.07 17+04 031+009 1.03+030 - -
CLI1415.1+3612 1.03 14h15m11.040s +36d12m03.60s 2297  574.1 43+0.6 0.64+0.07 2703 055+008 173024 - -
RXJ1416+4446 040 14h16m28.080s +44d46m4332s 3219 7937 39405 078+0.08 3.0+03 072+009 2.17+028 - -
MACSJ1423.8+2404 0.54 14h23m47.760s +24d04md1.88s  380.1 9434 610 190+026 6409 1.41£023 430072 - -
A1914 0.17 14h26m00.960s +37d49m33.96s 6239 15035 85+0.6 436+0.26 11.7+0.7 4.08+029 1142081 038=0.12 0.81+0.24
A1942 0.22 14h38m22.080s +03d40m0638s  337.6 8186 42403 0.59+0.04 28+02 0.68+005 195014 017005 0.51+0.16
MS1455.0+2232 026 14hS7m15.120s +22d20m35.52s 4147 9303 47402 183+0.06 5002 131006 297+0.13 021006 0.33+0.10
RXJ1504-0248 0.22 15h04m07.440s —02d48m18.50s  621.6 13886 9.4+ 1.1 440+043 107+1.0 423049 943+1.10 021008 0.38+0.12
A2034 0.1 15h10m12.480s +33d30m28.085  499.2 13155 63+02 185+0.05 7302 1.97+006 7.21+023 0.07+0.02 171+0.50
A2069 0.12 15h24m39.840s +29d53m2633s 3341 11732 5903 051002 63+03 059003 513026 027=0.09 0.22:0.06
RXJ1525+0958 0.12 15h24m09.600s +29d53m07.80s 2180  687.6 3.5+04 032+0.03 3.0+03 026+003 161+0.18 - -
RXJ1532.943021  0.35 15h32m53.760s +30d20m39.28s 4762 10684 63+1.0 289038 72+1.0 220£035 4.96+0.79 - -
A2111 0.23 15h39m41.280s +34d25m10.92s  441.0 10357 64=07 155+0.14 6306 1.53+017 397043 028+0.09 0.65=0.19
A2125 0.25 15h41m08.880s +66d15m53.285 166.1 6162 24+02 008+001 15+0.1 008001 085007
A2163 0.20 16h15m45.840s ~06d08mS54.52s 7220 22033 152+1.2 845056 387+25 6.54+052 37.16+2.93 - -
MACSI1621.3+3810 0.46 16h21m24.720s +38d10m09.48s 4221 9719 62+0.5 187+0.13 56+04 175+014 428035 - -
MS1621.5+2640 0.43 16h23m35.520s +26d34m20.64s  357.7  1000.7 58=0.7 1.05:0.1 6006 1.02+0.12 4.47+0.54 - -
A2204 0.15 16h32md7.040s +05d34m32.52s 5864 13238 8.4+0.8 3.78+0.30 106+08 3.32+032 7.64+0.73 - -
A2218 0.18 16h35m52.320s +66d12m36.00s  479.2  1130.0 6.0=03 2.08+0.09 7.0+03 1.86+0.09 4.87+0.24 - -
CLI1641+4001 046 16h41m53.040s +40d01m27.48s 2915 7429 35406 050+0.07 22+03 058+010 191+033
RXJ1701+6414 0.45 17h01m22.800s +64d14m11.40s 3115 7234 4105 0.77+0.08 3.0£03 0.70+0.08 174 +021 - -
RXJ1716.9+6708  0.81 17h16md49.440s +67d08Sm25.80s 3104 7315 57+L1 1.05:0.17 39+0.6 L06+020 277+053
A2259 0.16 17h20m10.080s +27d39m03.28s  461.6  1117.1 52404 170+0.11 55+04 164+013 4.65+036 024=0.07 150045
RXJ1720.142638  0.39 17h20m16.800s +26d38m06.60s 5220 11784 68+0.5 257=0.16 73+04 2372017 546+040 030+0.09 0.56=0.17
MACSI1720.243536 0.16 17h20m08.400s +27d40m1020s 4797 11766 72409 2.62+027 80+08 235+029 6.95+0.87
A2261 0.22 17h22m27.120s +32d07m36.28s  501.7 11768 73 =04 290+0.13 9704 224012 579032 0.20+0.06 092028
A2294 0.18 17h24m09.120s +85d53m09.96s 5507 15889 8.4+ 1.1 2.58+0.28 104+ 1.1 2.83+037 1357+ 1.78
MACS]1824.3+4309 0.49 18h24m18.960s +43d09md8.96s  267.0 7424 48+14 039:0.09 29+07 046+013 1.96+0.57 - -
MACSI1931.8-2634  0.35 19h31md9.680s -26d34m32.88s 4722 10664 67+ 1.1 313043 86+12 216+035 4.97+082 - -
RXJ2011.3-5725 0.28 20h11m27.360s —57d25m09.84s 3648 8293 3.6+04 1.02:009 29:03 092010 2.15+024 B B
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Table 1. continued.

Name z RA Dec 2500 so0 (kT) Mgas 2500 Mgas 500 Migr2500 Mioi500 Mac 2500 Mars00

(h3g) kpe (hzy) kpe (keV) (10" Mp) (10 My) (10" My) (10" My) (108 My) (10" M)
MS2053.7-0449 0.58 20h56m21.120s —04d37m47.02s 291.3 669.0 39+0.6 0.62+0.08 22+03 066=0.10 1.61+0.25 - -
MACSJ2129.4-0741  0.59 21h29m25.920s -07d41m30.26s 4456 10363 83+ 1.1 283+031 92+10 241+032 6.06=0.80 - -
RXJ2129.6+0005 0.24 21h29m40.080s +00d05m20.31s 4655 12641 6.2+0.6 232+0.19 86+07 181+0.18 7.26+0.70 0.26 +0.08 0.60 +0.19
A2409 0.15 22h00m52.800s +20d58m27.84s 4975  1177.1 57+04 212+0.12 64+04 202+0.14 535+0.38 0.23 +0.07 047 +0.14
MACSJ2228.5+2036 0.41 22h28m32.880s +20d37ml1.64s 463.4 12650 8.6+ 1.4 275+037 129+ 1.7 2.18+0.36 8.89 + 1.45 - -
MACSJ2229.7-2755  0.32 22h29m45.360s —27d55m36.48s 4024 10984 50+09 1.69+025 59+09 129+023 526=+0.95 - -
MACSJ2245.0+2637 0.30 22h45m04.800s +26d38m03.48s 425.1 983.6 4.9+0.5 1.86+0.16 52+04 149+0.15 3.68 +0.38 - -
RXJ2247+0337 0.20 22h47m28.080s +03d36m57.78s 3202 769.9 2.9+09 022+0.06 08+02 0.57+0.18 1.58+0.49 - -
AS1063 0.35 22h48md44.880s —44d31m44.40s 6347 14532 112+ 1.1 7.16+0.59 194 +1.6 521+051 1252+ 1.23 - -
CLJ2302.8+0844 0.72 23h02m48.000s +08d43m51.56s 3009 7165 55+24 061+022 25+09 0.86+038 2.33+1.02 - -
A2631 0.27 23h37m38.160s +00d16m09.00s 468.9 12346 6.9+08 236+023 99+1.0 193 + 022 7.05+0.82 0.28+0.08 0.62+0.19
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Appendix A: Testing the isothermal assumption
to compute rso0 and Mot 500
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Fig. A.1. Upper panel: rsoo computed assuming an isothermal gas, as
a function of rsoy computed, assuming the temperature profile given in
Vikhlinin et al. (2006). Middle panel: M,y s00 computed, assuming an
isothermal gas, as a function of M,y 500 computed, assuming the tem-
perature profile given in Vikhlinin et al. (2006). Lower panel: M, 500
computed, assuming an isothermal gas as a function of My, s00 com-
puted, assuming the temperature profile given in Vikhlinin et al. (2006).

To test if the assumption of an isothermal cluster would in-
troduce any systematic effect on the total mass determination, bi-
asing low the total mass of cool-core clusters, we consider eight
cool-core clusters from Vikhlinin et al. (2006) for which all the
necessary parameters were available. We computed rs509, Mot 500
and My 500 by considering their Eq. (6) to describe the tempera-
ture profile and a mean temperature, T, in the isothermal case.
For both cases, the emission measure profile is given by the sum
of a modified B-model profile and a second S-model component
with a small core radius, as stated in their Eq. (2).

In Fig. A.1, we show the comparison between 7509, Mo 500
and My, 500 which is computed in both ways, using a temper-
ature profile and assuming an isothermal case. To compute the

gas mass, we do not use the temperature profile, since the values
of rsp0 change. The enclosed Mg, 500 Will also change, and for
completeness we thus, show the comparison for the gas masses
computed in both ways in Fig. A.1.

As we can see from Fig. A.1, the assumption of isothermality
does not introduce any systematic error in either the total mass
or rso0. Moreover, the values are in good agreement, which is
shown even for cool-core clusters, that the derived values in this
work are robust.

Appendix B: Geometric correction

The stellar mass is measured in a cone, along the line-of-sight of
radius rs00 Or 7500 at the group/cluster distance. For simplicity,
we will approximate the cone by a cylinder, since the distance
of the cluster is much larger than its radius. The length of the
cylinder can only be roughly estimated by the given scatter in
redshift space, when enough galaxies have a redshift determina-
tion. On the other hand, the gas and dynamical masses are mea-
sured in spheres of radius rys00 or r500. Compared to the sphere,
the cylinder will cover a greater volume in space and therefore,
a geometric correction is needed.

To estimate this correction, one must assume (or determine)
the spatial distribution of galaxies in clusters and groups. Using
SDSS data, Hansen et al. (2005) showed that the radial profile
of the galaxy distribution is well represented by a NFW profile
(Navarro et al. 1997), which is shallower than the dark matter
distribution in clusters with a concentration parameter ¢ ~ 2—4.

Given aradial profile, the mass excess, T, of a cylinder com-
pared to a sphere is:

T = Mcyl/Msph, (B.1)
where
Rinax
Mgy = 4n f p(rr*dr  and (B.2)
0
Zmax  (~Rmax
My = 4n f f (R, RAR dz. (B.3)
0 0

Here, Ryax is the sphere radius of either 500 or 72500, and Zpax 1S
half the length of the cylinder (i.e., we are measuring the mass
between *zm,x). Although cumbersome, Y can be determined
analytically, if we assume a NFW profile. In terms of the con-
centration parameter, ¢ = ryo/7s, we have:

T = Va’®-1x[(1+ac)ln(l +ac)—ac] x (1 +ac)™

X [ arctan (

bc b
———— |—arct
Va2c? - 1) e an( V(@2 + b)(a%c? - 1))
+ Va?c¢? -1 xln(

a+ abe )] !
b+ N2+ 62 )7

where a = Rmax /7200 and b = Zmax/7200-

For a NFW profile, r509/r00 = 0.61-0.65 for ¢ = 2-4
and r500/r200 = 0.22-0.28 also for ¢ = 2—4. The mass excess
in the cylinder is shown in Fig. B.1:

If we assume that we are including galaxies up to ~3r,
then we very roughly have the following mass excesses: T ~
1.4 for spheres of rsop, and T ~ 1.7 for spheres of rys09. To
compare the stellar mass in galaxies with the gas and dynamical
masses, the former should therefore be divided by the above T,
depending on the extraction radius.

(B.4)
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Fig. B.1. Upper panel: for a fixed Ry.x = 7500, Mmass excess as a function

of Zmax/T200, for two NFW concentration parameters c¢. Lower panel:
same as upper panel but for R,.x = 72500-
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Chapter 3

Galaxy shapes

In general relativity, massive objects locally distort space-time. An interesting conse-
quence is that light is deflected in the object vicinity. This effect is called gravitational
lensing. Every beam of light from a background object, referred to as the source, is de-
flected in a different way depending on its angular position with respect to the massive
object, called the lens. As a result, the image of the source in the lens plane appears
distorted.

In the next subsection (Sect. 3.1), we review how one can infer the mass distribution
of the lens, by studying the deformation of background sources. We then concentrate on
results based on the galaxy shape observable, that we achieved during this thesis. We
first present a weak lensing study of DAFT /FADA cluster masses and of the structures in
their vicinity using large field of view ground based images (Sect. 3.2). We then introduce
the shear peak statistics as a cosmological tool and forecast constraints achievable with
a Buclid-like survey (Sect. 3.3).

3.1 Weak lensing overview

We only give the salient points of weak lensing necessary for the understanding of this
thesis. We refer the reader to the reviews from e.g. Schneider et al. (1992) for general
lensing, and Bartelmann & Schneider (2001) for a more detailed description of the weak
lensing theory and its applications.

3.1.1 Theory

The effect of gravitational lensing is illustrated in Fig. 3.1, where O, L, S, and I re-
spectively represent, the Observer, the Lens, the Source and the Image of the source in
the lens plane. We define the following distances: D, the distance of the source to the
observer, D; the distance of the lens to the observer, and D, the distance between the
source and the lens. We also define the angular coordinates fg for the source position
and 60 for the image position. Finally, we introduce the deflection angle & due to the
presence of the lens. A geometrical analysis gives:

0 =05+ a, (3.1)
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Figure 3.1: Ilustration of the lensing geometry. A light beam (in red) is emitted by
the source S, is deflected by the lens L, leading to an image I in the lens plane, that is
observed by an observer in O. See text for details.

where we defined the scaled deflection angle oo = %l;@. Eq. 3.1 is called the lens equation
and defines the image position of the source in the lens plane, knowing the deflection
angle. The different solutions of this equation are studied in e.g. Blandford & Narayan
(1986). In the particular case of the strong lensing regime, the lens equation has more
than one solution, leading to multiple images, called arclets. In the present thesis we are
not studying the strong lensing regime and limit ourselves to the weak lensing in which
eq. 3.1 has a unique solution for each source. In the following paragraphs, we calculate
the deflection angle « as a function of the gravitational potential of the lens.

The metric around a single gravitational potential is the Schwarzschild metric, which
in the case of small potentials can be written:

ds® = — (1 + 2%) Adt? + (1 — 2%) dz? + 22dQ?, (3.2)
(& C

where c is the light velocity, ¢ the gravitational potential of the lens, z the coordinate
along the line of sight and €2 the solid angle for the two other spatial coordinates. For a
light beam, ds = 0. We also assume that radial components of the metric are null, i.e.
d2 = 0. We can now write the time delay of the beam of light due to the lens, in the
weak field approximation (i.e. far enough from the lens to have ¢ small compared to ¢?):

t:/ji(pﬁ)@. (3.3)

It is interesting to note that the first term in the integral of eq. 3.3 corresponds to the
geometrical time delay while the second one corresponds to the gravitational delay. It is
useful here to introduce the surface mass density of the lens 2(5), which is the integrated
density of the lens over the line of sight. We can then replace the potential of the lens
and integrate eq. 3.3 to obtain:

2ch(91 0s)> ——Dl //d29’ n |6 — 6. (3.4)
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This equation can be simplified by defining the dimensionless time delay 7 (eq. 3.5) and
the 2D lensing potential (eq. 3.6):

Dls
DD,

vl =" 4GD1D“ //d?@’ Nin |, — 7| = //d20’ Ninldy —Fl,  (3.6)

where we introduced the dimensionless surface mass density, the so called convergence k,
which is the ratio of the surface mass density to the critical surface mass density X,

t, (3.5)

T =

- (0 2 D,
k(0) 5. @ = G DD (3.7)
Eq. 3.4 can now be very simply rewritten as:
- 1 -~ - .
7(917 95) = 5(91 - 95)2 - 1/1(91)- (3-8)

Fermat’s principle states that light propagates through the paths that minimize its
travel time. In other words, for a given source at position g, the images are located at
the stationary points of the total time delay 7. Hence, d7/90; = 0. This principle allows
to recover the lens equation through deriving eq. 3.8 with respect to 6;:

0; = g + V. (3.9)

A comparison of eq. 3.9 with its geometrical analog, eq. 3.1, gives the simple relation
between the deflection angle and the lens gravitational potential:

a = Vi (3.10)

Note that in absence of any mass on the light path, or equivalently far enough from a
given mass, the lens equation gives 0y = g: the light is not deflected.

The lens equation is the fundamental equation of lensing and describes the resulting
images of a point source as a function of the lens potential and the various distances
of the problem. For an extended source, each light beam is deflected according to its
angular distance to the lens, following the lens equation. It results in a distortion of
the source image and an amplification of the light in some regions. This transformation
can be written by locally linearising the lens equation (eq. 3.9) with respect to g7, and
corresponds to the Jacobian matrix of the transformation of 0; to 55, that we call the
amplification matrix A:

6. 0? ki _

00; GQIZOQU —2 1—rK+ 4!
where 9;; is equal to 1 when ¢ = j and 0 otherwise. We also defined the convergence and
the two shear components as a function of the second derivatives of the lens potential:

71



00110011 00120012

1 0?1 0% Y
"2 (aenaen B 39128912) LT 9000
The convergence defined in eq. 3.12 is the same quantity than the scaled surface mass
density described in eq. 3.7. The shear is defined by its two components as a complex
quantity: v = v + @72 = |v|e*®. Note that the shear is a spinner of spin 2 and not a
vector as it transforms as €*® under rotation.

Liouville’s theorem states that a function of distribution is constant along any trajec-
tory in the phase space. Hence, lensing conserves the surface brightness distribution of
the source. If we note I(fs) and I(6;) the surface brightness of the source and the image,

m:%( Oy | oW ) (3.12)

(3.13)

and if 510 is the image corresponding to the source point 550, we can use the linearised
lens equation (eq. 3.11) to compute the surface brightness distribution of the image:

1(6;) = I(8s) = I(so + A(670).(6; — b10)) (3.14)

Since A is symmetric it can be diagonalized. Eq. 3.14 shows that the image is stretched
compared to the source, of an amount quantified by the inverses of the eigenvalues of
A, which are 1 — k = |y|. In the particular case of a circular source, the resulting image
is an ellipse, and the ratio of the source radius to the image semi-axis are equal to the
eigenvalues of A. The same equation shows that the solid angle of the source is not
conserved by lensing and the ratio of the image to the source areas is equal to the inverse
of the determinant of A, i.e. the inverse of the Jacobian of the transformation of 0; to 6_:5'.
As the surface brightness is conserved, this surface ratio corresponds to a magnification
ratio between the source and the image, noted p:

I 1
CdetA (1 —kK)2— |y

Thus, the size distortion of the image is due to both the convergence and the shear, while
the distortion of the shape is only due to the shear, as the convergence acts identically
on both space directions, as stated by the eigenvalues of A.

In some cases, detA = 0. The ensemble of points in the lens plane on which this
property is verified is called the critical line, and the corresponding points in the source
plane form the caustic line. On the critical line, the magnification should be infinite, but
remains finite due to the spatial extension on sources. In the WL regime, (&, |y|) < (1,1)
and the magnification depends only on the convergence at the first order.

One can factorize the (1 — k) term in A, leading to the following writing of the matrix:

A=(1-r) (1_91 92 ) (3.16)

—g2 l1+ag

U (3.15)

where we have defined the reduced shear g:

(3.17)
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Eq. 3.16 shows that the reduced shear ¢ is the only quantity affecting the shape of
the image, the factor (1 — k) only affecting the size, and therefore g is the true observable
in the lensing theory. Note that in the WL regime, g ~ ~. The surface mass density s
can only be computed from an integration of the shear, and is thus known to within an
integration constant for a finite space. This is the so-called mass-sheet degeneracy.

In the following section we review the different methods that have been developed to
measure the shear of weakly lensed galaxies.

3.1.2 Shear measurement

Weak lensing can provide tight constraints on cosmology when large data sets are ex-
plored, but this requires highly unbiased measurements of galaxy shapes. Unfortunately,
the shape distortion due to lensing (i.e. the shear) is of the order of a percent, and
therefore small compared to both the noise from the intrinsic ellipticity of galaxies, and
systematic distortions caused by the light traveling through the atmosphere and the tele-
scope optics. The problem of the intrinsic shape of galaxies is solved by averaging over
many sources, assuming that galaxies are randomly oriented. For a sufficient number of
galaxies, the intrinsic ellipticity thus averages to zero. The hypothesis that galaxies are
randomly oriented seems reasonable as only background galaxies are retained for lensing,
thus they should not be gravitationally bound together. Note however, that intrinsic
alignment can become an issue when studying the correlation of galaxy shapes within
structures, such as in cosmic shear surveys (e.g. Hirata et al. 2007). The second problem is
more challenging, and requires a very accurate understanding of every observational bias.
A major source of bias is the image point spread function, and must be measured at the
percent level accuracy. This work is eased if the atmosphere bias, called the seeing, is low,
and even more for space telescopes. The common idea is to measure the PSF on stars, as
they are quasi-point like sources, and then to correct galaxies for the measured bias. The
precision required for next generation large WL surveys (STAGE IV DE surveys), such
as Buclid (Laureijs et al. 2011), WFIRST (Spergel et al. 2013), or LSST (LSST Science
Collaboration et al. 2009), makes shear measurements a very active field. Several meth-
ods have been developed, and we will review here the different approaches to this problem.

The first step is to define the shape of a galaxy. For this purpose, we assume galaxies
are ellipticals and introduce their ellipticity € defined as a complex quantity, with norm
the geometrical ellipticity |e] = (1 — b/a)(1 + b/a), where a and b are the major and
minor semi-axis of the ellipse, and with an orientation angle defined by the direction of
the major axis. In the case where |g| < 1, the ellipticity of the image ¢; is linked to the
ellipticity of the source eg through:

=519 (3.18)
14 g*eg
where a star denotes the conjugate quantity. In the WL regime, |g| < 1 and € ~ €5+ g.
Finally, averaging over many galaxies, and assuming galaxies are randomly oriented,
(er) = g.
Another parameterization, called the distortion y, is through the second moments @);;

—

of the surface brightness distribution of an image 1(6):
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Q11+ Q2 [ d201(6)W (6)
W being a weighting function. The two definitions of complex ellipticity are related
through eq. 3.20:

o 2e
L4 e
In the regime of WL and assuming galaxies are randomly oriented, we have (x;) ~ 2g.
The choice of one definition over another depends on the measurement method.

X (3.20)

The first technique to have been developed is based on the measurement of the mo-
ments of the distribution of the surface brightness of objects, and was proposed by Kaiser
et al. (1995) (then referred as the KSB method, for Kaiser, Squires, and Broadhurst).
Defining the ellipticity as in eq. 3.19, the authors introduce two operators that describe
an object response to the PSF (the smear polarizability tensor P™) and to the shear (the
shear polarizability tensor P*%), that are computed from the different order moments of
an object light distribution. Note however that P*™ and P! are not the objects general
response to smearing and shearing but are calculated from linear perturbations, so higher
order terms have been neglected. This is the reason why it is unlikely to ever reach an
accuracy better than 1% with the KSB method. One can then measure the PSF and
shear response on stars and correct for it on galaxies to evaluate their ellipticity. This
technique led to many developments, which are still widely used, especially in the case of
only moderately weak lensing regime, i.e. around galaxy clusters (e.g. Okabe et al. 2010;
von der Linden et al. 2014; Hoekstra et al. 2015; Martinet et al. 2015, A&A submitted).
An example of an application of a KSB-like technique is presented in part 3.2 of this
work.

Apart from KSB, several methods have been developed to accurately measure the
shapes of galaxies, and to link it to the shear signal. We can regroup them in three main
categories: 1) the moments of light distribution; 2) the galaxy modeling ; 3) machine
learning. Method 1) gathers all methods based on the measurement of the moments of
the surface brightness distribution, i.e. the KSB-like techniques. The 2°¢ method is based
on the direct measurement of the profile of the overall light distribution. Several different
techniques have been developed in that sense. Some authors assume a galaxy profile
with about 10 degrees of freedom, and fit it to the objects, based on maximum likelihood
statistics (e.g. sFIT: Jee et al. 2013, or Amalgam at IAP). An example of this method is
shown in the next paragraph. Others decompose the object image in an orthonormal ba-
sis, requiring hundreds of parameters but better taking into account irregularities in the
shape (e.g. shapelets: Massey & Refregier 2005). Another major branch is the stacking of
objects before fitting a galaxy profile (e.g. Lewis 2009). However, this technique is hardly
applicable to non-constant shear fields. The last method is to fit the galaxy profile in a
Bayesian framework rather than a maximum likelihood estimator (e.g. LENSFIT: Miller
et al. 2007, Bernstein & Armstrong 2014). Method 3), also refered to as neural network,
infers the galaxy shear through comparison with a known sample of input and output
galaxy shapes (e.g. Gruen et al. 2010, MegaLUT: Tewes et al. 2012). This method is
very fast, but needs to be trained on a known sample, which can be challenging for real
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data.

The variety of methods used to measure the shear led to challenges organized by the
community, aiming at evaluating the different systematics of each method, and selecting
the most reliable ones, based on simulations. There have been five such challenges so
far, with different specific points being tested: STEP1 (Heymans et al. 2006), STEP2
(Massey et al. 2007a), GREAT08 (Bridle et al. 2010), GREAT10 (Kitching et al. 2012),
and GREAT3 (Mandelbaum et al. 2014). All these challenges consist in blindly measuring
the galaxy shears in simulated images to compare them afterwards to the input values.
The winning method has evolved from one test to another, given new developments in
both shear measurement techniques, and challenges’ maturity. The last challenge to date
includes true galaxy morphology taken from HST imaging, multiple exposure stacking
as done in real observing data, and a PSF estimation from stars rather than a given
PSF. This last challenge showed the advent of maximum likelihood galaxy modeling,
which is the method used by the three best teams. However, the Bayesian likelihood
and the supervised machine learning techniques obtained promising results, considering
they are more recent techniques, still in development. Another important result is that
the best techniques now achieve the STAGE IV dark energy survey requirements for the
shear accuracy (~ 107% in the case of Fuclid), but under some simplifications in the
simulations, and providing that the sample is limited to high signal to noise galaxies
(S/N > 20). Among these simplifications are the choices of neglecting the wavelength-
dependent effects and of placing galaxies on grids which avoids blending objects.

The observation of galaxies in broad-band filters leads to a bias in the shape mea-
surement due to the PSF being chromatic. One can correct for this effect using a color-
weighted PSF that depends on the spectral energy distribution (SED) of the galaxy
(Cypriano et al. 2010). However, the problem gets more complicated if the SED of the
galaxy varies spatially, what is called the color gradient. A typical example of this effect
appears for a galaxy presenting a red bulge and a blue star-forming disc. The wavelength-
dependence of the PSF biases the shape measurement of such objects, if the variation
of the SED across the galaxy is not accounted for. Semboloni et al. (2013) found that
color gradient biases the shape measurements at a level of a few 1072, using simulated
galaxies. The effect of color gradient is then of the same order as the required accuracy
of Fuclid, and must therefore be taken into consideration. A way to correct for this bias
is to measure the spatial dependence of the SED, which can be interpolated from at
least two magnitude bands. In the same study, they demonstrated that a correction to
the required precision is in principle possible, using some 10,000 galaxies observed in the
F606W and F814W filters of the Hubble Space Telescope (HST).

The blending issue has not been studied in detail so far, and we usually resort to
discarding galaxies that are too close to each other when performing shape measurements,
because they are hard to disentangle in the fitting process. Further work is needed to
quantify the effect of blending along with the proportion of blended objects. While
identified blended galaxies can be discarded, it is important to know the fraction of
galaxies that are blended but that we cannot detect and what effect they have on shear
measurement. The problem is more difficult at high redshift (z ~ 1.5), because optical
data correspond to the UV restframe band at these redshift. Thus, near-infrared is needed
to check whether an identified high redshift galaxy is blended or if we are observing two
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star-forming regions of the same galaxy. A technique to accurately measure the shape of
blended objects would increase the number of galaxies usable for the cosmological probe,
boosting their efficiency. Several tracks can be followed, such as the fit of joint galaxy
profiles.

The next challenges are then to calibrate color gradients, to reach the low end of the
S/N distribution (i.e. S/N < 20), and to properly fit the light profiles of overlapping
galaxies. The first issue needs to be addressed if one wants to reach the required accuracy
of coming STAGE IV DE surveys while solving the other two will result in a huge gain
in the global shear signal, probably more than doubling the number of available galaxies
for shear based cosmological probes.

The afore-mentioned challenges were performed in the very weak lensing regime, with
DE surveys in mind. Hence, even if the moment methods seem ruled out in this regime,
they are still used for the intermediate weak regime, in the vicinity of clusters, and this
is why we decided to use them in part 3.2. The lack of simulation tests in the cluster
regime is being investigated in the context e.g. of LSST. The ARCLETS (http://www.
het.brown.edu/people/ian/ClustersChallenge/index.html) challenge is designed in
this sense, providing simulations with shear typical of that produced by a galaxy cluster.
Even if these simulations are not as accurate as the previous challenges yet, they imply
some new features appearing at moderately weak lensing, such as the flexion, which is the
deformation of an object due to the shear not being constant over its area. I participated
in this challenge within the Amalgam team at IAP, applying one of the most advanced
galaxy maximum likelihood model fittings.

The Amalgam@IAP method follows the simple steps of modeling the PSF, fitting a
galaxy modeled convolved with the PSF to the galaxies, and weighting each shear mea-
surement. The PSF measurement is done using the PSFEx software (Bertin 2011). The
different detected PSFs are re-centered, and fitted with polynomials in a y? minimization.
A set of PSFs is computed, to take the PSF variation across the field into account. The
local PSF model is then convolved with a Sérsic model (Sérsic 1963, and eq. 3.21) and
fitted to each galaxy in a x? minimization using SExtractor (Bertin & Arnouts 1996).
The Sérsic model gives the intensity I at a distance R from the center along the major

semi-axis:
R 1/n
— -1 3.21
(+) D (3:21)

with I, the amplitude at the effective radius R., n the Sérsic index, and b,, a term fixed by
n and defined through the formula I'(2n) = 2v(2n, b,) where I and 7 here represent the
complete and incomplete gamma functions. The Sérsic index describes the shape of the
profile: n = 1 usually fits well spiral galaxies, while n = 4 is well adapted for ellipticals
and corresponds to the de Vaucouleurs profile (de Vaucouleurs 1948).

Note that other models can be used, such as a combination of two Sérsics applied
to the bulge and to the disk of the galaxy, but the single Sérsic was found to perform
very well. There are seven degrees of freedom in the fitted model which are the center
coordinates, the amplitude, the effective radius, the aspect ratio, the position angle, and
the Sérsic index. The detections are then weighted by the inverse variance, where the

I(R) = I.exp (—bn
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Figure 3.2: Example of an ARCLETS LSST-like simulation (left) and the image recon-
structed with the fitted galaxy models applying the Amalgam@IAP method (right). We
note a good overall agreement except in the case of faint blended galaxies that are not
recovered (e.g. in the two red circles).

variance is a combination of measurement errors for both ellipticity coordinates and shape
noise. The technique seems to work also very well in the cluster regime, except for some
blending and flexion issues, as seen in Fig. 3.2. Indeed, some faint blended galaxies are
not modeled, and the flexion is smoothed in the reconstructed map. The challenge is not
closed yet, and we are working on the improvement of the method. Note that only large
signal-to-noise objects are provided in these simulations, such that the noise bias issue
cannot be tested in this case.

3.2 WL in clusters

This section presents the results from Martinet et al. (2015, A&A submitted): Weak lens-
ing study of 16 DAFT/FADA clusters: substructures and filaments. The first subsection
briefly summarizes the paper, its context, aims, methods, results, and conclusions. The
detailed study can be read in the second subsection, where we display the article.

3.2.1 Summary
Context

While our current cosmological model places galaxy clusters at the nodes of a filament
network (see Sect. 1.1.2), we still struggle to detect these filaments at high redshifts.

In addition, accurate estimates of cluster masses are required to calibrate the observable-
mass relation used in cluster abundance cosmological probes (cf. Sect. 1.2.2).
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Aims

We perform a weak lensing study for a sample of 16 massive, medium-high redshift
(0.4 < z < 0.9) galaxy clusters from the DAFT/FADA survey, that are imaged in at least
three optical bands with Subaru/SuprimeCam or CFHT /MegaCam. Taking advantage
of the large field of view of our data, we study cluster environments, adding information
from galaxy density maps at the cluster redshift and from X-ray images when available.

Methods

We estimate the shear of each galaxy through a KSB-like method. Background galaxies
are then selected in a color-color diagram. We estimate the cluster masses using an NF'W
fit to the shear profile. We also compute convergence maps and select structures within,
securing their detection with bootstrap re-sampling techniques. We compare convergence
contour levels, with X-ray contours from XMM-Newton and Chandra observations, and
galaxy light density contours for galaxies selected in a color-magnitude diagram to be
approximately at the same redshift as the cluster.

Results

Using this new sample of cluster masses, we contribute to the calibration of the observable-
mass relation required for cluster abundance cosmological studies.

Studying cluster environments, we find that they show a large variety of weak lensing
maps at large scales and that most of them may be embedded in filamentary structures
at megaparsec scale.

We classify clusters in three categories according to the smoothness of their weak
lensing contours and to the amount of substructures: relaxed (~ 7%), past mergers
(~ 21.5%), recent or present mergers (~ 71.5%).

Finally, we report the detection of particularly intense filaments in six cluster fields.

Conclusions

We note that spherical NF'W profiles might be insufficient to accurately fit every cluster
mass profile on scales larger than their inner core region.

The fraction of clusters undergoing merging events observationally supports the hier-
archical scenario of cluster growth, and implies that massive clusters are strongly evolving
at the studied redshifts.

The intense filaments detected will constitute a first test sample to study the properties
of galaxies inside filaments at these redshifts.

3.2.2 DMartinet et al. 2015c
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ABSTRACT

While our current cosmological model places galaxy clusters at the nodes of a filament network (the cosmic web), we still struggle
to detect these filaments at high redshifts. We perform a weak lensing study for a sample of 16 massive, medium-high redshift
(0.4 < 7 < 0.9) galaxy clusters from the DAFT/FADA survey, that are imaged in at least three optical bands with Subaru/Suprime-
Cam or CFHT/MegaCam. We estimate the cluster masses using an NFW fit to the shear profile measured in a KSB-like method,
adding our contribution to the calibration of the observable-mass relation required for cluster abundance cosmological studies. We
compute convergence maps and select structures within, securing their detection with noise re-sampling techniques. Taking advantage
of the large field of view of our data, we study cluster environment, adding information from galaxy density maps at the cluster redshift
and from X-ray images when available. We find that clusters show a large variety of weak lensing maps at large scales and that they
may all be embedded in filamentary structures at megaparsec scale. We classify them in three categories according to the smoothness
of their weak lensing contours and to the amount of substructures: relaxed (~ 7%), past mergers (~ 21.5%), recent or present mergers
(~ 71.5%). The fraction of clusters undergoing merging events observationally supports the hierarchical scenario of cluster growth,
and implies that massive clusters are strongly evolving at the studied redshifts. Finally, we report the detection of particularly intense

filaments in CLJ0152, MACSJ0454, MACSJ0717, A851, BMW 1226, MACSJ1621, and MS1621.

Key words. Galaxies: cluster: general - Gravitational lensing: weak - Cosmology: large-scale structure of Universe

1. Introduction

In Cold Dark Matter (CDM) theories, our Universe can be repre-
sented as an ensemble of Large Scale Structures (LSS) made of
voids and galaxy clusters that are connected through filamentary
structures (Bond et al. 1996). In this scenario, matter collapses
into halos that then grow through accretion and merging with
other halos. Galaxy clusters are the highest density structures
resulting from this hierarchical formation. N-body simulations
(e.g. Millennium: Springel et al. 2005) and low redshift obser-
vations (e.g. SDSS: Tegmark et al. 2004) have confirmed this
evolutionary scheme.

Send offprint requests to: Nicolas Martinet, e-mail: martinet@iap. fr

* Based on observations obtained with MegaCam, a joint project
of CFHT and CEA/IRFU, at the Canada-France-Hawaii Telescope
(CFHT) which is operated by the National Research Council (NRC) of
Canada, the Institut National des Sciences de I’Univers of the Centre
National de la Recherche Scientifique (CNRS) of France, and the
University of Hawaii. Also based on archive data collected at the Subaru
Telescope, which is operated by the National Astronomical Observatory
of Japan. This research made use of data obtained from the Chandra
Data Archive provided by the Chandra X-ray Center (CXC), and data
obtained from the XMM-Newton Data Archive provided by the XMM—
Newton Science Archive (XSA).

In this framework, galaxy clusters can be used to constrain
cosmological models. Indeed, the distribution of clusters with
mass and redshift contains information on the mentioned hierar-
chical formation scenario (e.g. Allen et al. 2011). The main chal-
lenge is to calibrate the so-called observable-mass relation, that
links true cluster masses to the mass proxy used in the survey.
With its ability of being insensitive to the matter dynamical state,
Weak Lensing (WL) appears as a major tool in determining the
masses of galaxy clusters with sufficient precision to derive cos-
mological constraints. However, this technique requires a large
amount of clusters, and therefore more and more WL surveys
with increasing numbers of clusters are conducted (e.g. Dahle
et al. 2002; Cypriano et al. 2004; Clowe et al. 2006; Gavazzi &
Soucail 2007; Hoekstra 2007; Okabe et al. 2010; von der Linden
etal. 2014; Hoekstra et al. 2015). In a similar idea, Martinet et al.
(2015a) recently showed that counting shear peaks can constrain
cosmological parameters almost as well as counting galaxy clus-
ters, without requiring any knowledge of the observable-mass re-
lation, but needing a large number of cosmological simulations.

As it directly traces the matter density, WL also allows to
study the LSSs of our Universe. However, the low density of
filaments compared to clusters makes their detection difficult.
Several studies pioneered in using WL to detect such structures
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in the vicinity of clusters either by reporting low significance de-
tection or questioning previous claims of detection (e.g. Clowe
et al. 1998; Kaiser et al. 1998; Gray et al. 2002; Gavazzi et al.
2004; Dietrich et al. 2005; Heymans et al. 2008; Dietrich et al.
2012). Note that Massey et al. (2007b) found evidence for a cos-
mic network of filaments in the COSMOS field galaxy survey.
Mead et al. (2010) used the Millennium Simulation (Springel
et al. 2005) to test the ability of various WL techniques to de-
tect nearby cluster filaments, and concluded that background
galaxy density is key to filament detection. Future space-based
missions are likely to detect many filaments, but today, the nar-
row field of view of the Advanced Camera for Surveys (ACS) on
the Hubble Space Telescope (HST) does not allow such detec-
tion in a simple way. In this context, deep ground-based imaging
can be very efficient as it often has a much wider field of view,
and offers the possibility to cover clusters and their vicinity in
a single image with Subaru/Suprime-Cam or CFHT/Megacam.
Recently, Jauzac et al. (2012) reported the first WL detection of
a z = 0.54 cluster with a filament, MACSJ0717.5+3745 based
on a mosaic of HST/ACS images. This detection was latter con-
firmed by Medezinski et al. (2013) from a Subaru/Suprime-Cam
WL analysis.

In this paper, we present the WL analysis of 16 clusters
from the Dark energy American French Team (DAFT, in French
FADA) survey. All are medium-high redshift (0.4 < z < 0.9)
massive (M> 2 x 10'* M) clusters of galaxies selected through
their X-ray luminosities. This sample is comparable to other X-
ray selected cluster studies such as LOCUSS at 0.15 < z < 0.3
(Okabe et al. 2010), Weighting the Giants at 0.15 < z < 0.7 (von
der Linden et al. 2014), and CCCP at 0.15 < z < 0.55 (Hoekstra
2007; Hoekstra et al. 2015), with a slightly higher redshift, but
with fewer clusters than the mentioned surveys which respec-
tively contain 30, 51, and 50 galaxy clusters. Apart from estimat-
ing cluster masses, we take advantage of the large field of view
of our images (8 CFHT/Megacam images with 1 deg? f.o.v. and
7 Subaru/Suprime-Cam images with 34 x 27 arcmin” f.0.v. - one
of the Subaru images contains two clusters) to investigate galaxy
cluster environments. In particular, we report the WL detection
of several filaments.

This paper is structured as follows. Sect. 2 describes our
data set, Sect. 3 presents in detail the shear measurement we
apply, and Sect. 4 the mass reconstruction process. In Sect.5,
we estimate the cluster masses and in Sect. 6 we focus on the
environment of clusters: substructures, mergers, and filaments.
We conclude in Sect. 7. Throughout the paper, we use a fidu-
cial flat ACDM cosmology with Qj = 0.3, Qx = 0.7, and
Hy =70 km Mpc~' s71.

2. Data
2.1. DAFT/FADA

DAFT/FADA is a survey of ~ 90 high-redshift (0.4 < z < 0.9)
massive (M= 2 x 10" M) clusters of galaxies selected through
their X-ray luminosities. All of the clusters have Hubble Space
Telescope (HST) imaging available with either WFPC2 or ACS
cameras. We also gathered multi-band optical and near infrared
ground based imaging, using 4m class telescopes for most of the
sample. This data set allows to accurately measure the ellipticity
of galaxies from space and their photometric redshifts (hereafter
photo-z) from the ground. The main goals of the survey are to
form a comprehensive database to study galaxy clusters and their
evolution, and to test cosmological constraints geometrically by
means of weak lensing tomography. Several steps have been

made towards the achievement of these two goals, and the cur-
rent status of the survey, with a list of refereed publications, can
be found at http://cencosw.oamp. fr/DAFT/index.php.

Among other papers, Murphy et al. (2015, A&A submitted)
performed a WL analysis of HST/ACS mosaic imaging data of
ten massive, high-redshift (z > 0.5) DAFT/FADA galaxy clus-
ters. Using the photo-zs calculated by Guennou et al. (2010),
they explored their use for background galaxy discrimination.
Our team is currently increasing this small sample of HST/ACS
shear measurements to a larger number of clusters and also aims
at combining ground-based and space-based shear catalogs to
build a shear analysis which is both deep in the cluster cen-
tral region and extended on larger scales. This will serve as the
reference catalog to perform Weak Lensing Tomography with
Clusters (WLTC) as described in Jain & Taylor (2003).

2.2. This study

In this study, we focus on 16 galaxy clusters for which we have
Subaru/Suprime-Cam or CFHT/Megacam wide field images for
at least three optical bands among the v, r, i, and z bands. Having
three bands is mandatory to be able to perform a color-color
cut to remove foreground galaxies that dilute the lensing signal.
The shear measurements are performed in the r or i bands de-
pending on the image seeing. This choice is made to maximize
the number of source galaxies as these bands are the deepest
optical bands. The use of Suprime-Cam (34x27 arcmin? field)
and Megacam (1x1 deg? field) imaging allows to study clusters
within their virial radius and also to see how they interplay with
the surrounding LSS at the selected redshifts (0.4 < z < 0.9).
These fields of view are much wider than what can be achieved
from current space telescopes, as the HST/ACS field of view is
only 3.4x3.4 arcmin’. Besides, the Megacam and Suprime-Cam
cameras present rather stable Point Spread Functions (PSFs) and
contain a large number of stars within each pointing allowing to
accurately estimate the PSF distortion due to the instrument and
atmospheric biases. A list of the data for each cluster can be
found in Table 1.

Some of the clusters from the present study have been an-
alyzed in previous DAFT/FADA papers. Guennou et al. (2014)
derived X-ray luminosities and temperatures for 12 out of these
16 clusters. A comparison of WL and X-ray total masses will
be performed in Sect. 5.2. Guennou et al. (2014) also searched
for substructures using both X-ray data and optical galaxy spec-
troscopy. Martinet et al. (2015b) studied the optical emission of
galaxy clusters and measured the Galaxy Luminosity Functions
(GLFs) for 7 out of these 16 clusters. We indicate in Table 1 for
each cluster in which study it was included.

With the present DM study, we will have a full understanding
of the matter content of a sample of galaxy clusters: the DM halo,
the X-ray Intra Cluster Medium (ICM), and the stars contained
in galaxies. Even if we do not include all the clusters in each
analysis, we will have a general knowledge of cluster behaviors
as observed through WL, X-rays, and optical.

2.3. Image reduction

The Subaru and CFHT data presented here are archive data,
either from previous studies, or from the early phases of
DAFT/FADA.

The CFHT/Megacam data have been reduced by the
TERAPIX team at the Institut d’ Astrophysique de Paris, using
the astromatic softwares (http://www.astromatic.net/).
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Table 1. Data used in this study. The different columns correspond to #1: cluster ID, #2: right ascension, #3: declination, #4:
redshift, #5: telescope/camera, #6: filters; we give first the band on which we perform shape measurements and in parenthesis the
two other bands used for the color-color cut, #7: seeing for the band on which we perform shape measurements. Column #8 (G14)
and #9 (M15) show if the cluster has been studied in Guennou et al. (2014) or Martinet et al. (2015b). In the first case, we know
if it presents substructures based on X-ray images, and in most cases, also on optical galaxy spectroscopy. For RX_J1716.4+6708,
we have spectroscopy but no XMM image. In the second, we have photo-zs in the inner part, and in most cases, an optical galaxy
luminosity function for the cluster. Hereafter, we will use abridged names.

Cluster RA DEC z Instrument Filters Seeing Gl14 MIS5
XDCSemJ032903 032902.81 +025625.18 0.4122 CFHT/Megacam r+(v,i)  0.73” Y Y
MACSJ0454.1-0300 04541092 -030107.14 0.5377 CFHT/Megacam r+(v,z)  0.76” Y Y
ABELLO0851 094256.64 +465921.91 0.4069 CFHT/Megacam i+(v,z)  0.80” Y Y
LCDCS0829 13473199 -114542.01 0.4510 CFHT/Megacam r+(v,ii)  0.83” Y Y
MS1621.5+2640 16233550 +263413.00 0.4260 CFHT/Megacam r+(v,i)  0.65” Y N
0C02J1701+6412 17 0122.60 +64 14 09.00 0.4530 CFHT/Megacam r+(i,v)  0.73” N N
NEP0200 1757 19.39  +663131.00 0.6909 CFHT/Megacam i+(vr) 0977 N N
RXJ2328.8+1453 23284990 +145312.01 0.4970 CFHT/Megacam r+(v,ii)  0.70” Y N
CLJ0152.7-1357 015240.99 -135745.00 0.8310 Subaru/Suprime-Cam  r+(v,z)  0.70” Y Y
MACSJ0717.5+3745 07 1733.79 +374520.01 0.5458  Subaru/Suprime-Cam r+(v,z)  0.69” N N
BMW-HRIJ 122657 122658.00 +333254.09 0.8900  Subaru/Suprime-Cam  r+(i,z)  0.80” Y Y
MACSJ1423.8+2404  142348.29 +240446.99 0.5450  Subaru/Suprime-Cam  i+(v,r)  0.88” Y Y
MACSJ1621.4+3810 16212399 +381001.99 0.4650  Subaru/Suprime-Cam  i+(v,;r)  0.62” N Y
RXJ1716.4+6708 171649.60 +670830.01 0.8130  Subaru/Suprime-Cam r+(v,z) 0.63” Y/N N
CXOSEXSIJ205617* 2056 17.16  -044155.10  0.6002  Subaru/Suprime-Cam  r+(v,i)  0.61” Y N
MS2053.7-0449%* 20562237 -043743.42 0.5830 Subaru/Suprime-Cam r+(v,i)  0.61” Y N

*CXOSEXSIJ205617 and MS_2053.7-0449 are on the same image.

Sources are detected with SExtractor (Bertin & Arnouts 1996)
and an astrometric solution is found using SCAMP (Bertin 2006).
The stacking of the dithered exposures is then performed using
SWarp (Bertin et al. 2002). We measure the seeing by fitting a
Gaussian surface brightness profile to the bright stars of the im-
age with PSFEx (Bertin 2011).

The images obtained with the Subaru telescope and Suprime-
Cam were retrieved in raw form from the SMOKA archive
(http://smoka.nao.ac.jp/), together with calibration files
(bias and sky flat field exposures), except the images of
MACSIJ0717, that were taken from Medezinski et al. (2013).
They were reduced in the usual way, by subtracting an average
bias and dividing by the normalized flat field in each filter ex-
actly in the same way as the images we observed ourselves. The
reduced images were then calibrated astrometrically using the
SCAMP and SWarp tools, and combined for each filter. The pho-
tometric calibration was made in priority with SDSS catalogs
when available in the field and in the corresponding band. If not
available, we used the observed standard stars.

3. Shear measurement

The main idea of lensing is to reconstruct the mass distribution of
a foreground object, designated as the lens, through the deflec-
tion it induces on the background object light, namely galaxy
sources. In the WL regime, the deflection is smaller than the
typical intrinsic ellipticity of a galaxy (of the order of the per-
cent), so that we must take the mean of many shear measure-
ments from individual galaxies to reach a high signal-to-noise
(S/N) detection of the shear. For a complete description of this
phenomenon, check e.g., the review by Bartelmann & Schneider
(2001). The main difficulty of the method is to take into account
all the galaxy shape distortions that are not due to the shear sig-
nal, such as atmospheric variations and instrumental biases. To
correct for these biases, we apply a KSB+ method, initially pro-
posed by Kaiser et al. (1995) and later refined by Luppino &
Kaiser (1997); Hoekstra et al. (1998). The KSB method suits

well shear measurements in cluster fields as assessed by the var-
ious large surveys choosing this technique (Okabe et al. 2010;
von der Linden et al. 2014; Hoekstra et al. 2015). In addition, it
has been accurately tested on simulated images such as, e.g. the
STEP2 simulations by Massey et al. (2007a). Most of the WL
reduction presented here is similar to the technique applied in
Clowe et al. (2012).

We first detect objects using SExtractor and clean
the catalog from spurious detections (Sect. 3.1). We
separate stars from galaxies and measure the instru-
ment Point Spread Function (PSF) variation on stars
(Sect. 3.2) using the IMCAT software (Kaiser (2011):
http://www.ifa.hawaii.edu/~kaiser/imcat/) with
some additional developments. We correct galaxy shapes for the
PSF anisotropies to obtain an individual object shear catalog
(Sect. 3.3). We then smooth the shear measurement noise
(Sect. 3.4) and correct for the methodology biases by testing our
reduction on the STEP2 (Massey et al. 2007a) shear simulations
(Sect. 3.5).

3.1. Source detection

We use SExtractor to detect objects and measure their photometry
in our images. In most cases, the precise alignments of the three
bands are sufficient to allow a detection in double image mode.
We then perform the initial detection in the band used for shape
measurements and detect objects in the same apertures and posi-
tions in the two other images. For some Subaru images, we did
not manage to align precisely the images from all three bands.
The detection is then performed separately in each band and
measurements are associated to those in the band on which the
ellipticity measurement is done. This cross correlation is done
through a minimization of matched object distances with a 2 arc-
sec limit. We detect all objects which lie on at least three pixels
above 1.5 times the sky background after convolving the sur-
face brightness profile with a Gaussian kernel of 7 X 7 pixel size
and 3 pixel FWHM. We use 32 deblending sub-thresholds with
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a deblending contrast close to zero in order to remove most of
the possible blended objects that would have a modified shape.
Object magnitudes are measured with the MAG_AUTO keyword.

We then compute the signal-to-noise ratio of each object us-
ing the getsig IMCAT tool. This command convolves the object
surface brightness profile with a Gaussian filter of increasing
smoothing radius r, and selects the value of r, that maximizes
the signal-to-noise. We obtain at the same time the best signal-
to-noise ratio for the object and an estimate of its size with the r,
parameter. The local background is computed by fitting a mean
sky level and a 2-d linear slope of the sky brightness in an an-
nulus centered on the object, ignoring all the pixels within 3r,
of any object to avoid contamination. Once this accurate signal-
to-noise is computed, we remove all objects with signal-to-noise
lower than 10.

We measure the Ist to 4th order of the surface brightness
profile of each object in a circular aperture of size 3r, using a
Gaussian weighting with o = r,, through the getshapes IMCAT
command. We reject objects for which the first moment of the
surface brightness profile does not coincide within one pixel,
with the object peak position as detected by SExtractor. We ad-
just the position of the remaining objects to the first moment of
the surface brightness profile which represents a sub-pixel esti-
mate of the object peak position and re-measure the object shape
centered on this new position.

We then apply a series of cuts to remove likely spurious de-
tections. We first remove all objects that have a smaller size than
the instrument PSF, i.e. having a radius r, smaller than the min-
imum radius of stars, selected in a magnitude versus r, diagram.
We also remove all objects located at less than 20 pixels from
the image edges to avoid measuring truncated objects. Finally,
we remove bad pixel detection and only keep objects that do not
have any neighbor within 10 pixels of their center.

This catalog is then separated between stars and galaxies in
a half light radius r;, versus magnitude plot, as shown in Fig. 1.
Stars are selected as objects lying on the constant radius se-
quence and with appropriate magnitudes. This magnitude range
is set by hand to avoid saturated stars and too faint objects.
Galaxies are selected as all objects larger than the star sequence
at the same magnitude excluding the saturated objects that can
be seen in the bright part of the diagram.

3.2. PSF measurement

The PSF of a given image represents the response of the in-
strument to a point like source in the conditions of observation.
Its variations across the image are due to the instrument char-
acteristics and to the weather conditions. CFHT/Megacam and
Subaru/Suprime-Cam have rather stable PSFs suitable for WL.
Having a good seeing also diminishes the PSF correction that we
need to apply. As stars are point like sources, they are suitable
for measuring the PSF of an image. The large field of view of
our images enables us to have enough stars in a single frame to
correct for the PSF anisotropies, on the contrary of smaller field
of view cameras that often require to use stars across several im-
ages.

A general image distortion can be expressed by the two fol-
lowing quantities: the smear polarizability tensor P™ that de-
scribes the object response to the PSF anisotropy, and the shear
polarizability tensor P! that describes its response to the shear.
These two tensors are measured from the Oth, 2nd and 4th order
moments of an object surface brightness distribution. We refer
the reader to Kaiser et al. (1995) and Hoekstra et al. (1998) for
the expression of these tensors. The ellipticity e, is estimated
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Fig. 1. Half light radius r; (in pixels) versus i-band magnitude
diagram for MACSJ1621. Red dots are catalog objects. The star
selection is represented by the black polygon. The sequence of
saturated stars on the left part is removed and all remaining ob-
jects above the star sequence are considered as galaxies.

from the 2nd order moments of this distribution. In the next
subsection we will use the following quantities, as measured on
stars, to infer the true shape of galaxies: PS™, Pt and ey,

Before measuring those quantities, we refine the star cata-
log to the cleanest objects. We first remove all objects that are
closer than 40 pixels to any other object. We then fit the star el-
lipticities with a two dimension polynomial of the 6th order and
generate modeled ellipticities at each object position using this
polynomial. Objects that have a measured ellipticity differing by
more than 0.05 from their modeled ellipticity are rejected. This
step is repeated three times, and permits to remove galaxies that
might have been considered as stars. We chose an ellipticity cut
at 0.05 as we found that it removes objects that are mainly out
of the whole sample ellipticity distribution. Finally, a visual in-
spection is carried out to remove all remaining objects that could
still suffer from blending issues or being close to saturated stars.
The final catalogs contain ~ 1000 and ~ 3000 stars in average
for Subaru and Megacam images respectively, leading to an av-
erage star density of 1.0 arcmin™2 and 0.8 arcmin~? respectively
for Subaru and Megacam.

Star shapes are measured using the getshapes IMCAT tool.
As P™ and P! depend on object sizes, we have to measure
them for various sets of weighting radii. Hence, we compute
a series of tensors for each r, between 1 and 10 pixels with a
step of 0.5 pixels, so that we can use the tensors corresponding
to the galaxy radius when correcting for the PSF. Final quan-
tities are fitted by 6th-order 2D polynomials as a function of
position in order to have continuous functions defined at ev-
ery point of the image. Here we chose to measure the PSF over
the entire image, using a high order polynomial fit. However,
in the case of large field-of-view images, one could also di-
vide the frame into several small patches, and fit the PSF in
each tile with a lower order polynomial. While the second ap-
proach is used in various studies (Okabe et al. 2010; Umetsu
et al. 2011), von der Linden et al. (2014) applied and vali-
dated the first approach in the case of Subaru/Suprime-Cam im-
ages. For the CFHT/Megacam data, while fitting the PSF on
each chip, Hoekstra (2007) found negligible discontinuities in
the PSF anisotropy between chips. Following e.g. Massey et al.
(2005), we compute the auto-correlation function of star ellip-
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ticities before and after the PSF correction and the cross cor-
relation function between galaxy shear and star ellipticities in
Appendix A, validating our PSF correction.

3.3. PSF correction

In the absence of noise the shear of a background galaxy (gga1)
can be computed from the following equation:

gea = (P2,) " Seg. (1)

where Pgal is the shear susceptibility tensor defined in eq. 2,

and deg, the apparent change in ellipticity, described in eq. 3.
Note that in this equation we neglect the intrinsic ellipticity that
should be subtracted to the apparent ellipticity change (dega).
This is true if a sufficient number of galaxies is taken into ac-
count: the galaxies being randomly oriented, the intrinsic ellip-
ticity is null in average.

The shear susceptibility tensor represents the PSF corrected
distortion, i.e. only due to the shear. We define it as in Luppino
& Kaiser (1997):

Pg _ Psh _ Psh

gal = © gal star

sm\—1 psm
(Pstar Pgal’ (2)

where the ¢, index is for tensors measured on galaxies, and
for tensors measured on stars. The apparent change in ellipticity
is:

S S -1
é‘egal = €ga — P;I;i (P;gllr) €star, 3)

where e represents the object ellipticity. In order to compute a
galaxy shear, we then need to measure its ellipticity vector, and
its smear polarizability and shear polarizability tensors. This is
again done with the getshapes tool. We also generate the star
quantities corresponding to each galaxy radius 7, using the poly-
nomials computed in the last section.

Prior to measuring the shape of galaxies, we reject QSOs and
cosmic rays by removing objects that lie away from the princi-
pal sequence in a maximum flux versus magnitude diagram. We
also remove objects in regions where the sky level is too bright
to avoid star diffraction halos. We restrict our catalogs to ob-
jects larger than 1.5 times the PSF size, defined as the minimum
star radius r,, deleting objects on which the PSF deconvolution
could be too noisy. Finally, we visually inspect the images to
remove any object close to saturated stars or reduction artifacts
that could have survived our previous cleaning.

3.4. Noise smoothing and co-addition

The individual shear values are noisy due to the sky noise in the
measurements of the higher order moments of the light distri-
bution of objects. As these moments are subtracted one to each
other when computing the shear polarizibility tensor, the final
signal value is reduced while the noise increases. We then have
to smooth the noise in the shear polarizibility tensor measure-
ment to avoid it dominating the shear measurement, using its
distribution across the image. We fit each component of the shear
polarizability tensor Pial as a function of one component of the
ellipticity and of the object size r, by a 4th order two dimension
polynomial. We chose a 4th order polynomial after testing sev-
eral orders, as we found that it was minimizing the noise. Also,
we find that the shear polarizability tensor weakly depends on
the ellipticity but is more sensitive to the object size. We then
use this modeled tensor to re-generate the shear values of each

Table 2. Multiplicative (m) and additive (c) shear biases derived
from applying our WL reduction pipeline to the STEP2 simula-
tions with a Subaru PSF and a seeing of 0.8” (PSF C). See eq. 4
and text for details.

m c
yi -0.053+£0.021 0.004 + 0.001
v, -0.021 £0.030 0.001 + 0.001

object following eq. 1. We note that this step removes the noise
that would cause negative values of the shear polarizability ten-
sor. We verify that after this fitting procedure, we do not have
P}, values lower than 0.1.

Finally, we weight the individual shear values according to
their significance compared to their neighbors in the (r,,5/N)
plane. In practice, this weight factor is set to the inverse of the
root mean square of the shear of the 50 nearest neighbors for a
region around each galaxy size and significance. Generally, the
small, faint galaxies are given a low weight and larger, bright
galaxies are given a high weight, due to the larger galaxies be-
ing affected only by the intrinsic shape noise while the smaller,
fainter galaxies also have a significant noise component coming
from sky noise in their shear measurements. In addition, sub-
areas presenting a large shear dispersion will contribute less than
sub-areas with a low shear dispersion.

3.5. Bias calibration

We measure the bias of our method on the STEP2 simulations
(Massey et al. 2007a) that provide images computed with various
PSFs, and with an added constant shear across each image. We
use the sets of images characterized by a Subaru PSF with a
seeing of 0.8 arcsec (PSF C). This PSF suits well our data as
about half of our images are from Subaru and our image seeing
lies between 0.6 < € < 1.0 arcsec. However, note that the STEP2
images are 7 X 7 arcmin? size, while our images are of the order
of 34 x 27 arcmin? for Suprime-Cam and 60 x 60 arcmin?® for
MegaCam. Hence, the PSF should be better sampled in the true
images.

Applying our reduction pipeline, we calculate the average
shear of each of the 64 simulated galaxy fields and fit the differ-
ence between our shear estimate and the true shear as a function
of the true shear, according to the notation of eq. 4 from Massey
et al. (2007a):

true

=m; Xy,

true

Yi =Y +¢i, “

where i is the index for both shear components. The values we
have found for the multiplicative biases m; and m; and the addi-
tive biases ¢ and ¢, are shown in Table 2.

Our results compare well with the ones from other methods
as described in the STEP2 challenge (Massey et al. 2007a). As
expected, the additive bias is rather negligible and the shear is
slightly underestimated with the KSB method. The multiplica-
tive bias can be seen as an evaluation of the quality of the shear
measurement. Our results hence show that we can measure the
galaxy shear with an accuracy better than ~ 5%. We correct each
component of the shear for the multiplicative bias, and thus ob-
tain our final shear catalog. Note that we do not correct for the
additive bias which is strongly PSF dependent, and rather prefer
to leave it as a potential systematic bias, small compared to the
other sources of errors.
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4. Mass reconstruction

We then translate the measured shear signal to a mass estimate.
We first apply the standard Seitz & Schneider (1995) inversion
technique based on the Kaiser & Squires (1993) algorithm to
calculate a convergence density map (Sect. 4.2). This technique
allows to draw significance contour levels on the cluster image
to search for structures but does not allow to recover the true
masses of objects. Indeed, the integration of the shear over a fi-
nite space introduces a constant called the mass sheet degeneracy
that cannot be properly taken into account without a magnifica-
tion study. To avoid this problem, we fit NFW shear profiles on
clusters to infer their 3D mass distribution in Sect. 4.3. In any
case, we first have to select galaxies that lie behind the struc-
tures we aim to detect, to avoid diluting the shear signal. This is
done in Sect. 4.1, where we also estimate the mean background
galaxy redshift, as this quantity is required to convert the shear
and the convergence into mass.

4.1. Background galaxies

Foreground and cluster galaxies are not lensed by the cluster.
Hence, they will appear as noise in the co-adding of individual
shear measurements, and have to be deleted. The most accurate
way to select background galaxies is to use spectroscopic red-
shifts, but it requires too much observational time. Photometric
redshifts are more promising, as less time-consuming, and are
starting to give accurate redshift estimations. However, we do
not have spectroscopic or photometric redshifts for all galaxies
and therefore we must consider galaxy colors. Galaxy colors are
linked to the galaxy formation history and can be used as a crude
approximation of the galaxy redshift.

We select background galaxies in a color-color diagram,
comparing our galaxy colors to those from galaxy templates
computed at various redshifts. We generate templates for early
and late type galaxies using EzGal (Mancone & Gonzalez 2012)
with Bruzual & Charlot (2003) models, assuming a Chabrier
(2003) Initial Mass Function (IMF), a formation redshift of
Ztorm = 4, and a solar metallicity. The red early type galaxies
are modeled with a single starburst model and the blue late type
galaxies by an exponentially decaying star formation model.
We remove all galaxies that correspond to the color-color area
covered by template galaxies at redshift z < zgus + 0.2. For
example, we show the color-color diagram of MACSJ1621 with
the removed area in Fig. 2. Note that the colors we use vary
from one cluster to another according to the available optical
bands (see Table 1). We also cut all the remaining galaxies with
magnitudes brighter than i = 22 or r = 22.5 (depending on the
image on which the shear measurement is performed), as they
are very likely foreground galaxies given the high redshift of
our clusters. In the same manner, galaxies fainter than i = 25 or
r = 25.5 are removed as they are fainter than the depth of our
images, and therefore not reliable.

Another issue is to measure the distances of the lens and
of the background galaxies. These observables are required to
estimate the mass of the lens, which depends on the ratio of
the source to observer distance over the source to lens dis-
tance: Ds/D;,. We estimate the lens distance through the spec-
troscopic redshift of the cluster. The classical way of estimating
the mean background galaxy distance is to average the distance
ratio D/ Dy, over all source galaxies. See also Applegate et al.
(2014) for a method that uses all galaxy background photometric
redshifts in a Bayesian formalism.
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Fig.2. (v-r) versus (1-i) color-color diagram for MACSJ1621.
Black dots represent galaxies from our catalog. Circles are late
type galaxy templates and squares early types. Magenta is for
templates at +0.2 around the cluster redshift, blue for lower-
redshift galaxy templates and red for higher-redshift galaxy tem-
plates. The black polygon circling magenta and blue points cor-
respond to the color area we remove from our catalog. See text
for details on used galaxy templates.

As we do not have photometric redshifts for background
galaxies, we consider an external redshift distribution. We use
the COSMOS data (Ilbert et al. 2009) as our redshift distribution.
These data are well suitable as they cover a large area of about
1.7 deg? after masking, down to a magnitude of i = 25, and are
adapted to our redshift range. Furthermore, the photometric red-
shifts of COSMOS are computed with a high precision, using 30
bands from near-UV to mid-IR. We first apply the same magni-
tude and color cuts than those applied to our shear catalog. We
then remove all galaxies that have a photometric redshift smaller
than that of the cluster and calculate the mean of the ratio of
the source to lens versus source distances Dj;/D;, applying an
appropriate weight. The weighting function is generated on the
COSMOS galaxy sub-sample from a 2D polynomial fitted on
the shear weighting function in our data in a half-light radius
versus magnitude plane. We use the magnitude instead of the
S/N ratio as the second coordinate because the S/N in COSMOS
and in our data can vary significantly. Finally, the weights gen-
erated on COSMOS are re-normalized to 1. The mean redshift
of background galaxies is then set to the one that allows to find
the measured mean distance ratio D;;/D;. These redshifts can be
found in Table 3.

4.2. 2D mass map

We reconstruct the projected convergence field by inverting the
shear in Fourier-space, following Seitz & Schneider (1995). This
technique is an iterative application of the Kaiser & Squires
(1993) algorithm to correct for the fact that we measure the re-
duced shear, which is equal to the shear y divided by 1 — «, and
not the shear. We reconstruct the first convergence map assuming
k = 0 in the shear, and then generate a map from the shear where
the convergence is set to the previous map in the loop until the
process converges. We find that the convergence map remains
constant within 0.01% after three realizations. This technique
allows to better estimate the mass map around high masses and
is therefore particularly suitable for our cluster mass reconstruc-
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tion. The convergence field is smoothed with a Gaussian filter of
width 8; = 1 arcmin at each step of the algorithm, before read-
ing off which convergence to use to correct for a given galaxy.
The noise level in the final convergence map can be estimated as
eq. 5 (van Waerbeke 2000):

Te
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where ny, is the density of background galaxies and o the dis-
persion of the ellipticities of the background galaxies. ny, and
o are estimated independently for each image, taking into ac-
count the weight function of the shear. o ranges from 0.27 to
0.32 across our data, while ny,, can be found in Table 3 for each
cluster.

One can then convert the convergence map into a surface
mass density map using the definition of the convergence (eq. 6):

S)
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z
2crit

K= , (6)
where X is the surface mass density and X the critical surface
mass density defined in eq. 7:
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c is the speed of light, G the gravitational constant, and Dy, Dy,
and Dy, are respectively the distance to the source, the distance to
the lens, and the distance between the source and the lens. This
conversion hence only requires the knowledge of the lens and
source redshifts, calculated in Sect. 4.1. As we cannot properly
account for the mass sheet degeneracy in our reconstruction, we
did not try to estimate the mass of clusters through the conver-
gence map. These mass maps are thus only used to detect clus-
ters and their surrounding structures, while the cluster masses
are estimated in the next section fitting an NFW profile to the
shear.

The significance of the detection is computed from a noise
re-sampling technique, adding a random ellipticity to every
galaxy for each realization. To preserve the shape noise proper-
ties of the sample, we draw the added ellipticities from the image
galaxy catalog. Doing so, we neglect the additional shear signal
as it is very unlikely that it correlates with the detected structures
given the large number of galaxies in our catalogs. The shape
noise used in eq. 5 is increased by a factor of V2 as the ellip-
ticity of galaxies now corresponds to the sum of two Gaussian
distributions with a null mean and a width o.. We perform a
hundred realizations for each catalog, computing the detection
level of every structure at each step. The mean and dispersion of
these detection levels give a strong estimate of the significance
of the detection. We also measure the number of realizations in
which the structure is detected at more than 30~ above the map
noise. For example we can be very confident in a structure de-
tected at more than 30 in 95% of the realizations. In addition,
this noise re-sampling allows to refine the measure of the po-
sition of each structure, computing the mean and dispersion of
the local maximum position over all noise realizations. These
quantities respectively correspond to an estimate of the structure
center and to the error on its position.

For example, we show in Fig. 3 the 3-band-color image with
the convergence contours overlaid for MACSJ1621. The con-
tours are spaced in units of the map noise computed from eq. 5,
starting at 30-. We display the same figure for every cluster with

X-ray emissivity and galaxy light density contours when avail-
able in Sect. 6. As a sanity check, we computed the mass map
with shear rotated by 45 degrees (white contours) and found that
the signal due to the cluster presence disappears in this map,
validating our convergence map reconstruction method. The po-
sition of the WL peaks are noted by white crosses with a 1 for
the cluster and a 2 for the main secondary structure. The cluster
is detected at (6.8 + 1.4)07 in the center region and an elongated
structure aligned with the cluster major axis can be seen at a
(5.9 + 1.7)0 confidence level computed from the mean and dis-
persion of a hundred realizations of the noise. These two struc-
tures are detected in respectively 97 and 96 % of the realizations.
The nature of the secondary peak is discussed in Sect. 6 compar-
ing the WL with other probes (X-ray and optics). The center po-
sitions are estimated with a precision of about 200 kpc. Also, we
note a slight offset between the Brightest Cluster Galaxy (BCG)
marked by a yellow cross and the WL peak.

In spite of all our care to build accurate mass maps, some
peaks will arise from the noise. One must evaluate the number of
these fake peaks in order to discuss the detection of structures in
the mass maps. As the number of fake peaks depends both on the
density of background galaxies and on the redshifts of the lens
and sources, we compute a fake peak probability for each cluster
field. To do so, we assign a random position to each galaxy in the
frame, to make sure that no structure from the original position
would be left in the simulation. We then use this new ellipticity
catalog as an input to our mass map pipeline. The resulting con-
vergence map should be representative of the noise. However,
the presence of the cluster also modifies the distribution of fake
peaks. To take this into account, we add to the ellipticity of each
galaxy, shear values based on the fitted NFW profile of the cor-
responding cluster (see Sect. 4.3). We find slightly fewer peaks
when adding the cluster. This is due to the fact that some noise
peaks can be aligned with the cluster, and also because the pres-
ence of the cluster is compensated by negative convergence val-
ues in the mass map as the mean convergence in the reconstruc-
tion is set to zero. We do a hundred realizations to capture the
statistical properties of the fake peaks. For MACSJ0717, we also
performed 10,000 realizations to check that our 100 realizations
are sufficient. We find little difference between the two cases.
Quantitatively, we find 11.1 peaks above 307 and 1.3 above 407
in the entire Suprime-Cam field for 100 realizations, and 10.9
and 1.2 above 30, and 40, for 10,000 realizations. In any case
we find less than 0.1 fake peaks above 50. When discussing the
detection of structures in Sect. 6, we give the expected number of
fake peaks in the displayed area for each cluster. We note that in
Fig. 3, the white contours corresponding to the reconstruction of
the orthonormal shear component, are in good agreement with
the expected number of fake peaks for the displayed field (2.9
above 30, and 0.4 above 40 in the left-hand field).

4.3. Cluster mass fit

To infer the cluster mass distribution, we choose to fit the shear
profile centered on the cluster. This avoids having to measure the
shear in the cluster core, and partially breaks the mass sheet de-
generacy by imposing a given mass profile on the data. We note
that using this radial technique on N-body simulated clusters,
Becker & Kravtsov (2011); Bahé et al. (2012) found a system-
atic underestimate of cluster masses of roughly 5%, which we
do not correct for as the exact correction factor is likely to be
a function of the chosen cosmologcial paramaters (and is small
compared to the uncertainties for all of our clusters). The NFW
density profile (Navarro et al. 1996) defined in eq. 8 is among
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Fig. 3. Convergence density map for MACSJ1621 overlaid on 3-color image. Contour levels (cyan) are in signal-to-noise from 307
and by step of 10. The white contours show the convergence density map computed from the rotated shear with the same signal-
to-noise levels. We note that the signal corresponding to the cluster disappears in this reconstruction. Weak lensing peaks are noted
by a white cross starting with the highest detection. The yellow cross indicates the position of the BCG. Left shows the full image

and right a zoom on the cluster region.

the best available profiles to fit observed galaxy clusters (e.g.
Umetsu et al. 2011).
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where r; is the scale radius and ps a density expressed as pgritOc.-
Perit = 3H?/87G is the critical density of the Universe at the
cluster redshift, and J. is a dimensionless density that depends
on the DM halo, and that can be expressed as a function of the
concentration parameter:
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where A is the overdensity compared to the critical density,
ca = ra/ryg is the concentration parameter. By integration of the
density under spherical symmetry, the mass Mypw.a in a given
radius ra, can be estimated as a function of 7, and c, only:

drper c
Myewa = —=2lIn(1 +ca) = =1 (10)
Cr +CA

The radial shear profile has an analytic formula derived in
e.g. Wright & Brainerd (2000), that we fit to the measured shear
to obtain rA and cx which are converted into a cluster mass ac-
cording to eq. 10. To break the degeneracy between rp and ca,
we fix the concentration parameter to cygp = 3.5, since Gao et al.
(2008) demonstrated that very massive clusters have concentra-
tion parameters between 3 and 4 at the studied redshifts. This
choice of a fixed concentration parameter imposes a system-
atic error on each individual cluster mass although the average
should be correct. We quantify the error on the mass measure-
ment due to the intrinsic scatter of 1.34 on the concentration
parameter estimate in Gao et al. (2008) by fixing the concen-
tration parameter to 2.16 and 4.84, which represent the scatter
around our chosen value of ¢yg9 = 3.5. We find a variation of the

mass of about +£25%. This error is not added to the error budget
of Table 3. The fit is done in an annulus where the inner radius
is iteratively set to a value larger than the Einstein radius, to re-
move the area affected by strong lensing. We also require to have
a minimum number of objects in every bin, which can push the
inner radius to large physical values in the case of high redshift
clusters. The outer radius is set to the value at which the output
ra does not significantly change (less than 1%) if we probe a
larger area. We also ensure that the outer radius is at least larger
than the output . The fit is performed on the tangential shear
computed to the cluster center, which is defined as the closest
peak to the cluster position in the convergence map reconstruc-
tion. An estimate of the significance of the fit is obtained by
computing the Ay? between the best fit NFW model and a zero
mass model. The tangential shear profiles for every cluster can
be found in Appendix B, where the error bars correspond to the
orthonormal shear that should be equal to zero in the absence
of noise. We measure oo from the best NFW fit and then com-
pute My, and Msoy. We note that for clusters where the NFW
fit has a low significance value (o < 3), the tangential shear pro-
file presents error bars consistent with no signal. We then do not
compute a mass for these clusters, as their shear profile is not
reliable.

The errors are computed using the same noise re-sampling
method than for the mass maps (see Sect. 4.2). A random ellip-
ticity is drawn from our catalog and added to each galaxy. Then,
the best NFW fit gives a new value for ry09 and M. The mean
and the dispersion over a hundred noise realizations are used as
the true value and its error. The g9 and various mass values are
given in Table 3 of Sect. 5.

5. Galaxy clusters

In this section we present the results concerning the 16 galaxy
clusters that we have studied. The discussion is based on the
masses obtained from the NFW fits presented in Sect. 4.3 and
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given in Table 3. After discussing the WL masses (Sect. 5.1),
we compare them to the X-ray values from the literature
(Sect. 5.2).The comparison of individual cluster masses with
other studies is done jointly with the environment discussion in
the next section (Sect. 6).

5.1. WL Masses

The results of the best NFW fit are given only when its signifi-
cance is higher than 30, because otherwise such masses would
not be reliable. This means that we were not able to constrain
the masses of all clusters (see Table 3 and shear profiles in
Appendix B). The fact that some of our fits do not converge can
have several explanations depending on each case. One obvi-
ous limitation is the background galaxy density: as the noise is
proportional to the inverse square root of the background den-
sity, the deeper the observations, the higher the signal-to-noise
of the shear. The data obtained with Subaru, which is an 8m
class telescope, are less affected than those obtained with the
CFHT, which is only a 4m class telescope. The masses of the
clusters and the noise in the images are also important factors.
A high mass cluster will tend to be detected even with a low
background galaxy density. Finally, we note that the redshift of
the cluster also plays a role. For example, BMW-HRI J122657
is a rather massive cluster, but at a redshift of z = 0.89. As the
lensing effect is measured on the galaxies behind the cluster, the
higher the redshift, the more difficult it is to detect the cluster. A
redshift of z ~ 0.9 is close to the accessible limit, as lensing is
most sensitive to structures at redshifts around z ~ 0.3 — 0.4.

For the clusters for which we were able to compute masses,
we find error bars typical of WL studies. We note however, that
using the noise re-sampling method to determine the mass in-
creases our errors over using only the significance of the best
NFW fit. We choose to show the former errors because they are
more robust and more conservative. We do not statistically com-
pare our masses with other WL studies because we have only
few clusters in common. Three of our clusters are studied in
the Mahdavi et al. (2013) sample, three in the CCCP sample
(Hoekstra et al. 2015), three in the Weighting the Giants sam-
ple (Applegate et al. 2014), two in the Foéx et al. (2012) sam-
ple, one is studied in Jauzac et al. (2012) and Medezinski et al.
(2013), and one in Israel et al. (2014). Nonetheless, a compari-
son of the WL masses, and also with the X-ray and strong lens-
ing estimates, is done for each cluster in Sect. 6.1. In the next
subsection, we compare our WL masses with those derived from
X-rays to evaluate potential biases in both measurements.

5.2. X-ray and WL masses

The X-ray masses come from two different samples. Most of
them have XMM-Newton data and are taken from Guennou et al.
(2014). We add four clusters that have Chandra data and belong
to the Maughan et al. (2012) sample. MACSJ1423 has Chandra
data but is also part of Guennou et al. (2014). The masses from
Guennou et al. (2014) are obtained by applying the Kravtsov
et al. (2006) scaling relation to the X-ray derived temperature
of the clusters. The error bars have been recomputed taking the
scatter of this scaling relation into account, since they were too
optimistic in Guennou et al. (2014). The masses from Chandra
observations have been computed in Lagana et al. (2013) using
both the temperatures and surface brightness profiles (see eq. 5
of the mentioned paper).
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Fig. 4. X-ray versus WL masses. The red dashed line is the first

bisector and represents the sequence on which X-ray and WL
masses would be equal. All values can be found in Table 3.

We compare in Fig. 4 the cluster masses inferred from X-
ray data and from WL, all computed in 75, for the ten clusters
that have both data. We see that the points are fairly distributed
around the line of equality. Computing the mean ratio of the WL
to X-ray masses, we find that WL masses are 22% higher than
the X-ray masses in the mean. Finding an offset is quite nor-
mal, as the X-ray masses rely on the assumption that clusters are
relaxed, which is generally not the case. Weak lensing, on the
other part, does not need such an assumption, and WL masses
are usually more reliable. This underestimate of about 20% in
the X-ray derived total cluster masses is the commonly observed
value (Rasia et al. 2006; Nagai et al. 2007; Battaglia et al. 2013).
We also note a departure from this relation for LCDCS0829,
for which we cannot reproduce the high X-ray mass, and for
RXJ1716 which has a very low mass in X-rays compared to its
WL mass. In the first case we note that LCDCS0829 is highly
asymmetrical as seen from its mass map in Fig. 8 (Sect. 6).
Hence, the hypothesis of spherical symmetry that we made for
our NFW fit might explain why we find a low mass for this clus-
ter. In general one cannot expect individual WL masses to be
very reliable, but in the mean, WL masses tend to be very accu-
rate.

6. Environment

In this section, we use the 2D mass maps computed in Sect. 4.2
to discuss the structures detected in the vicinity of clusters. To
have a full understanding of the different mass components we
overplot on the images the WL contours at a 30~ significance as
well as the X-ray contours and the galaxy light distribution con-
tours. To secure the WL detection of each structure we compute
its significance level with respect to the map noise for a hundred
realizations of the noise. We also count the percentage of simu-
lations in which the structure is detected at more than 30 above
the background. The last two quantities contain similar informa-
tion, and are given in Table 4. The significance levels in this table
are computed from the hundred realizations of the noise and can
slightly differ from the contour levels shown in Figs. 5 to 19
which correspond to the original mass maps. We also compute
the number and significance of peaks expected to be due to the
noise in the map reconstruction. This enables us to discuss the
presence of WL peaks which do not show any optical or X-ray
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Table 3. Results on galaxy clusters. The first eight clusters are observed with CFHT/Megacam and the last eight with
Subaru/Suprime-cam. The different columns correspond to #1: cluster ID, #2: cluster redshift, #3: mean redshift of background
galaxies, #4: mean galaxy density of the background galaxies, #5: ryop from the best NFW fit, #6: significance of the NFW
fit/significance of the WL peak in the 2D mass map, #7: My" from the best NFW fit centered on the WL peak, #8: M{[W

500
computed from Mfzv()f)w assuming an NFW profile, #9: XMM X-ray masses from Guennou et al. (2014) or Chandra X-ray masses

computed in Lagand et al. (2013) from the Maughan et al. (2012) sample denoted by the symbol ¥12.
Cluster z Zbg T e onEw/TD MYEW MIEV ML,
(arcmin™?) (kpc) (10%My)  (10%My) (10 M)
XDCS0329 0.4122  0.90 10.20 - 1.2/2.8 - - 29+0.6
MACSJ0454 0.5377  0.99 9.96 - 2.0/5.1 - - 139 +£3.0
ABELLO0851 0.4069 0.92 8.30 1442 + 178 4.0/7.6 55+£19 37+1.2 55+1.2
LCDCS0829 0.4510 0.93 8.79 1592 + 199 4.0/5.5 7.8 +28 52+1.9 169 £ 3.6
MS1621 0.4260 0.93 14.13 1704 + 133 6.4/8.3 9.0+2.0 6.1+14 4.5+0.5M12
0C02 0.4530 0.96 13.15 1221 + 194 3.1/4.7 36+1.6 24+1.1 -
NEP200 0.6909 1.02 5.80 1783 + 272 3.1/5.1 148 £6.1 10.0+4.1 -
RXJ2328 0.4970  0.95 11.46 1400 + 233 3.2/5.5 5.8+25 39+ 1.7 22+0.5
CLJO152 0.8310 1.19 14.94 1673 + 187 3.8/8.3 141+44 94+29 8.8+ 1.9
MACSJO0717 0.5458  0.98 13.16 2023 £ 172 5.4/10.9 174+43 11.7+£29 17.8+1.7¥"2
BMW1226 0.8900 1.43 10.12 - 1.3/- - - 12.1 £ 0.4
MACSJ1423 0.5450 0.93 8.98 1480 + 265 3.4/5.0 73 +£3.7 49+25 5712
MACSJ1621 0.4650 0.94 16.39 1456 + 282 4.1/6.8 6.4 +3.1 43+2.1 4.3+0.4M12
RXJ1716 0.8130 1.17 7.49 1660 + 217 3.9/7.3 13650 9.1+34 2.8+0.5M12
MS2053* 0.5830 0.98 14.44 1614 + 175 4.6/8.7 93+28 63+19 49+1.1
CXOSEXSI2056*  0.6002  0.98 14.44 - 0.7/4.4 - - 3.6 0.8

* CXOSEXSIJ205617 and MS_2053.7-0449 are on the same image.

counterpart. We also note that in the case of the optical contours,
we tried to select only cluster member galaxies, while the WL is
sensitive to any line-of-sight structure, with a higher efficiency
for structures at redshift around z ~ 0.3 — 0.4. As a result, it is
not surprising to find some peaks in the convergence map with
no optical counterpart.

The X-ray contours are plotted from XMM-Newton EPIC
MOS1 or MOS2 images. The XMM images suit well our study,
as XMM has a larger field of view than Chandra. However, when
no XMM data are available, we show contours from Chandra
images. Even with XMM, the field of view is limited to about
30 arcmin in diameter, and in some cases, several structures de-
tected through weak lensing have no X-ray counterparts because
only the cluster vicinity is in the X-ray field. The X-ray images
have been binned in squares of 64 pixels and then smoothed with
a Gaussian filter of 20 pixel width. The significance of the X-ray
maps are computed from the dispersion of the values of the re-
spective map avoiding the cluster region, and start at 20~. We
chose a 20" value to show better how our WL detections are em-
bedded in the baryonic components, and because the X-ray maps
are only used for qualitative description.

The light density maps are built with the galaxies selected to
have a high probability of being at the same redshift as the clus-
ter. For this, we first extract all the objects from the images in
two bands. We separate stars from galaxies as described above
and draw color-magnitude diagrams. For each cluster, we su-
perimpose on the color-magnitude diagram the positions of the
galaxies with spectroscopic redshifts coinciding with the clus-
ter redshift range. This allows to define the red sequence drawn
by the early type galaxies belonging to the cluster and to fit it
with a linear function of fixed slope —0.0436, as in Durret et al.
(2011). We then select all the galaxies within +0.3 magnitude of
this sequence as probable cluster members and compute the den-
sity map of this galaxy catalog, using the same Gaussian kernel
than that of the WL analysis. The pixel size chosen to compute
these maps is 0.001 deg, and the number of bootstraps is 100.
To derive the significance level of our detections, it is necessary
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to estimate the mean background of each image and its disper-
sion. For this, we draw for each density map the histogram of the
pixel intensities. We apply a 2.50 clipping to eliminate the pix-
els of the image that have high values and correspond to objects
in the image. We then redraw the histogram of the pixel inten-
sities after clipping and fit this distribution with a Gaussian. For
each cluster, the mean value and the width of the Gaussian will
respectively give the mean background level and the dispersion,
that we will call o. We then compute the values of the contours
corresponding to 30~ detections as the background plus 3¢ In all
the figures of the following subsection, we show contours start-
ing at 30 and increasing by 1o

We first discuss individually the mass map of every cluster
in Sect. 6.1, and then make general considerations in Sect. 6.2.

6.1. Individual clusters

In addition to discussing the reconstructed convergence maps, in
this subsection, we also compare the WL masses computed from
the NFW best fit (see Sect. 4.3) to other masses from the litera-
ture. However we would like to warn the reader that WL masses
from different studies can significantly vary. The reason for that
lies in the estimate of the redshift distribution of the background
galaxies. In the ideal case where every study selects the same
background galaxies and agrees on their redshift distribution,
they should get the same masses within errors coming just from
the shear measurement. However, in most cases the selection of
galaxies and the estimate of their redshift distribution signifi-
cantly vary from one study to another, introducing large differ-
ences on cluster masses. In addition, cluster masses can present
a bias, for example introduced by the choice of a given value
or range of value for the concentration parameter, in order to
break the mass-concentration degeneracy. For large WL cluster
surveys, masses thus differ systematically by 20-30% in com-
paring the masses of each cluster across the survey. However the
different teams generally agree with each other regarding which
cluster are more massive.
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: ; 5

Fig. 5. Convergence density map for XDCS0329 overlaid on the
3-color CFHT/MegaCam image. Contour levels (cyan) are in
signal-to-noise from 30, with steps of 1o. Each weak lens-
ing peak is noted as a white cross. The yellow cross indicates
the position of the BCG. The X-ray contours starting at 20y are
in magenta and the light density contours starting at 30 are in

green. We expect 1.3 fake peaks above 30 and 0.2 above 40 in
the displayed field (see Sect. 4.2 for details).

XDCS0329, Fig. 5: XDCS0329 is barely detected, with a
significance of only 2.80. It possesses a weak X-ray and optical
counterpart. A larger structure is detected at the south with WL
(3: 3.90) and could correspond to a structure at a different
redshift from that of the cluster or to a fake peak but with a weak
probability given its signal-to-noise. The most massive structure
in this field lies north west of the cluster (2: 5.60), and does
not present any X-ray or optical detection. In addition there are
no known structure referenced at this position in NED, and its
high significance detection cannot be reproduced by noise in the
mass map reconstruction. A spectroscopic survey of the area
would help determine the nature and redshift of this massive
object. Finally, we note that XDCS0329 is a small cluster given
its hydrodynamical mass of Mg(oo = (29 + 0.6) x 10""M,
found in Guennou et al. (2014). It is even sometimes consid-
ered as a group rather than a cluster (e.g., Mulchaey et al. 2006).

MACSJ0454, Fig. 6: MACSJ0454 has two substruc-
tures detected in WL: a first peak at 5.107, and a second at
4.20, defining a filamentary structure, as already reported in
Kartaltepe et al. (2008). The X-ray and optical contours are
centered between these two substructures, and elongated in
their direction. The fact that this cluster is highly substructured
can explain why the NFW fit fails. In addition, this cluster is
probably of low mass as Zitrin et al. (2011) found a central
mass of Mg(ﬁ) = (0.41 £ 0.03) x 10'* My in their strong lensing
analysis. We also detect several faint peaks. They are detected
at levels of 4.4, 3.8, 4.2, and 4.00 for structures 4, 5, 6, and
7 respectively. While structures 5 and 6 might have an optical
counterparts, structure 4 and 7 very likely correspond to fake
peaks, or to a small group at a different redshift for structure
4. A larger structure is found at the south west (8 at 5.50%),
which is not at the cluster redshift, given that it is not detected
through the galaxy density contours, but could also be due to a

Fig.6. Same as Fig 5 for MACSJ0454 on the 3-color
CFHT/MegaCam image. We expect 3.0 fake peaks above 307
and 0.6 above 40 in the displayed field (see Sect. 4.2 for de-
tails).

contamination from stars in its vicinity.

ABELL 851, Fig. 7: A851 is a massive cluster, detected at
a high significance level (7.607). It is highly sub-structured as
already found in Guennou et al. (2014), and confirmed here by
the presence of three spatially separated components: the dark
matter, the X-ray gas, and the galaxies. The most important
substructures are those noted 2 and 3, the first to the south with
a 50 significance and the second to the north-east with a 4.307
significance. These structures are also detected on the galaxy
density map and perhaps also in X-rays, the contours of which
are extended towards the substructure directions. Finally, we
note a fourth and a fifth structures, north-east and south-west
of the cluster. These are quite far from the cluster, and while
5 has an optical counterpart, 4 does not, and could either be a
fake peak or a group at a different redshift. The 5th structure
should lie at the same redshift as the cluster. We note that
other studies reported a higher mass than the one we derived

for this cluster. We find MW = (3.7 £ 1.2) x 10'*M;, while

Mahdavi et al. (2013) found Msop = (10.5 + 2.5) x 10'*M,, and
Hoekstra et al. (2015) found MYV = (12.5 + 3.0) x 10" Mo,
Finally, we note that the hydrodynamical masses from X-ray

studies are lower: MSX00 = (7.4 £ 2.3) x 10" M,, from Mahdavi

etal. (2013) and M?oo = (5.5+1.2)x10'*M,, in the present study.

LCDCS0829, Fig. 8: LCDCS0829 is at first view an
isolated cluster, with an elongation to the north-west. It is
detected with our three probes. However, at a larger scale there
is another structure (3: 4.70) about 1.5-2 Mpc south-west
from the cluster, that could be in interaction, and is detected
both with WL and galaxy density. Farther away but still at
the same redshift according to our galaxy density map lies a
4.50 structure (2) that could be a group connecting to the
main cluster through a filamentary structure passing by 3,
that remains to be detected. For this cluster we find a mass

of M%‘;W = (5.2 £ 1.9) x 10"*M,, which is low compared to

other WL analysis: Msop = (9.3 + 2.9) x 10'*M,, in Mahdavi

etal. (2013), and MYV = (17.7 +2.2) X 10" M,, in Foéx et al.
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Fig.7. Same as Fig 5 for A851 on the 3-color CFHT/MegaCam
image. We expect 3.8 fake peaks above 30 and 0.6 above 407
in the displayed field (see Sect. 4.2 for details).

Fig.8. Same as Fig 5 for LCDCS0829 on a 3-color
CFHT/MegaCam image. We expect 4.6 fake peaks above 307
and 0.8 above 40 in the displayed field (see Sect. 4.2 for de-
tails).

(2012). We note that none of these three values agrees one with
another, highlighting the fact that WL masses can significantly
differ from one study to another.

MS1621, Fig. 9: This cluster is massive, and highly sub-
structured at large scales. The main cluster is detected at 8.307,
and is also seen on the X-ray and galaxy density maps. It is elon-
gated towards structures 2 and 3 detected at 4.3 and 3.507, with
also an elongation in the X-ray and galaxy density contours.
Finally, the galaxy density contours show a structure south-east
of substructure 3 that could be a close group. We note that Foéx

et al. (2012) found a mass of MY = (8.5 + 1.5) x 10" Mo,

slightly higher than our value of MYV = (6.1 + 1.4) x 10" Mo,

but in worse agreement with the hydrodynamical mass inferred
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Fig.9. Same as Fig 5 for MS1621 on the 3-color
CFHT/MegaCam image. We expect 2.0 fake peaks above
30, and 0.4 above 407 in the displayed field (see Sect. 4.2 for
details).

from X-rays: MX, = (4.5 +0.5) x 10" Mo,

0C02, Fig. 10: OCO?2 is detected with the three probes,
with a 4.70, from WL. It seems to be merging with a smaller
group on the south, detected at 4.20 (3). Finally, we note a
massive structure detected at 5.807, with an X-ray counterpart
and only a faint optical counterpart. This means it is a group
or cluster, at a different redshift from OC02. By checking on
NED, we find that structure 2 corresponds in fact to Abell 2246,
a foreground cluster at z = 0.225. Finally, OC02, also known
as CL1701+6414 is a low mass cluster. We find a mass of

MYV = (2.4 £ 1.1) X 10" Mo, slightly higher than Israel et al.

(2014), who found a WL mass of MI5 = 0.32 x 10"*M, or

MYE = 1.37 x 10" M, depending on the chosen concentration
parameter. We also investigate the bias in the mass estimate
from OCO02’s shear profile due to the presence of the foreground
cluster A2246. To do this, we first compute the expected shear
profile for the foreground cluster, using an X-ray derived total
mass from Wang & Walker (2014): Mé(oo =(3.320.6)x10"M,,
and assuming a concentration parameter of cyg9p = 3.5. We note
that X-ray derived masses should not be biased by the proximity
of both clusters as they are derived in a much smaller region
than the WL. We then subtract this expected shear contribution
to every galaxy in the field and compute again the mass of
0OCO02 by fitting an NFW profile to its new shear profile. We
find a new mass which is 7% lower than the value from Table 3.
We conclude that the presence of the foreground cluster only
weakly affects the cluster mass estimate in this case, and do not
correct for it as it is low compared to the other sources of error,
and to avoid biasing our sample in applying a different method
to one of our cluster.

NEP200, Fig. 11: NEP200 is detected both in X-rays and
WL, with a detection significance of 5.10. It seems to be
merging with a companion on the west (2: 4.607), but this might
also be a projection effect. Spectroscopic redshifts would be
needed to confirm this hypothesis. We also note several peaks at
~ 30, which could correspond to fake peaks or faint structures
at different redshifts. As this cluster has not been widely studied
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Fig. 10. Same as Fig 5 for OC02 on the 3-color CFHT/MegaCam
image. We expect 1.0 fake peaks above 30 and 0.2 above 407
in the displayed field (see Sect. 4.2 for details).

Fig.11. Same as
CFHT/MegaCam image. We expect 1.6 fake peaks above 307
and 0.3 above 40 in the displayed field (see Sect. 4.2 for de-
tails).

Fig 5 for NEP200 on the 3-color

yet, we derive a first WL mass of Mé\ggw = (10.0+4.1)x 10" M,
for NEP200.

RXJ2328, Fig. 12: This cluster is detected at 5.50, from
WL, and also has X-ray and optical counterparts. From the WL
contours, it seems to be merging with an infalling group detected
at 3.90 in the south. However, this structure is not detected in
X-rays or in the galaxy density map, suggesting that it is at a
different redshift, and therefore not in interaction with RXJ2328.
Note the presence of the Pegasus dwarf galaxy in the south that
has been masked in our analysis, but could still bias our mea-
surements. We find a WL mass of MNF" = (3.9+1.7)x 10" Mo,

CLJ0152, Fig. 13: This cluster is highly sub-structured and
has several neighboring groups nearby, implying a complex
recent merging history (e.g., Massardi et al. 2010). The cluster

Fig.12. Same as Fig 5 for RXJ2328 on the 3-color
CFHT/MegaCam image. We expect 1.8 fake peaks above 307
and 0.3 above 40 in the displayed field (see Sect. 4.2 for de-
tails).

is massive (MNFW = (9.4 +2.9) x 10" Mo) and rather elongated

in a north-south direction (see structure 2 detected at 6.407,) and
in a lesser extent in the east-west direction. Several structures
are also detected in the south, and are aligned horizontally: 3
(4.80),4 (6.60,),5 (4.70), and 6. Structures 3 and 4, and also
maybe 5, are detected in X-rays, while 4 and 6 have optical
counterparts. Structures detected in WL and X-rays have a
high probability to be groups, while those detected through
the galaxy density maps should be around the same redshift
as CLJ0152. Given the extension of the galaxy density map
compared to that of the main cluster, structure 3 is probably a
foreground group. One possible explanation is that the cluster
recently underwent a merging event with the group 4 that
passed through CLJ0152 from the north-west to the south-east.
Structure 2 would be a remnant of this merging, while 3 should
not have taken part in that scenario. Also structure 6 could have
been created in the same event or being now interacting with
structure 4. An X-ray temperature map would be valuable to
check the direction of the past merger events.

MACSJ0717, Fig. 14: MACSJ0717 is famous for be-
ing one of the most massive clusters, as can be seen from
its WL contours, which reach a significance of 10.90,. We
note also that it is strongly elongated towards a south east
structure noted 2 with a 8.207, significance, and also detected
in Kartaltepe et al. (2008). Both structures are also detected
from the optical density map, suggesting that they are at the
same redshift, but only the main cluster is strongly emitting
in X-rays. Structure 2 is thus poor in hot gas, which makes
us think that it corresponds to a filament rather than a group
which would have produced more hot gas in its formation.
The absence of a BCG agrees with this idea. Structure 3 could
also be a continuation of this filament. Note that this filament
has first been studied by Jauzac et al. (2012) from composite
HST data, and later by Medezinski et al. (2013). We compared
our WL contours with those from Jauzac et al. (2012), and
found good agreement. Concerning the mass of the cluster,
Zitrin et al. (2011) and leousm et al. (2012) found strong

lensing masses of respectively M3~ P<350kpe =(7.4+0.5)x 10"M,
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Fig.13. Same as Fig 5 for CLJO152 on the r band
Subaru/Suprime-Cam image. We expect 4.4 fake peaks above
30, and 1.1 above 40 in the displayed field (see Sect. 4.2 for
details).

and Mff%()kpc = (21.1 + 2.3) x 10"*M,. From WL, various

masses have been calculated in different radii. In rsg9, we
have a mass of MYL = (11.7 + 2.9) X 10"M; to be com-
pared to Mahdavi et al. (2013) and Hoekstra et al. (2015)

who respectively found M¥L = (16.6 + 3.4) x 10'"*My and

500
MYL = (223 £5.2) x 10" M. The first estimate agrees with

ours within the error bars, but the second is much larger. In a

radius of 0.5 Mpc, we have M)’ 5, = (3.7 £ 0.9) x 10" Mo,

somewhat lower than Jauzac et al. (2012) who found a
mass of MWL = (104 + 0.8) x 10'“M,. However

r<0.5Mpc
we find a good agreement with masses from the

CLASH collaboration WL follow up (Medezinski et al.

2013) who found MYE, (54 + 1.2) x 10"Mo.

Applegate et al. (2014) also found higher masses within

L5 Mpe, with ML = (253 = 42) x 10%Ms or
MXLI_SMPC = (23.1 £ 3.8) x 10" Mo, in the first case using the

full distribution of photometric redshifts of the background
galaxies and in the second the standard color-color cut, while

we have MrVZIiSMpc = (13.1 £ 3.3) x 10"*M,. We see that the

mass estimates vary strongly for this cluster; we tend to find
a lower value, but in any study (including ours) MACSJ0717
appears to be one of the most massive cluster.

BMW1226, Fig. 15: This cluster is not detected through
WL, probably due to its high redshift: z = 0.89 which decreases
the number of background galaxies usable for the WL recon-
struction. However a large elongated structure (1) is detected,
and could be a filament linked to BMW1226. It is detected at
5.60 and has an optical counterpart, such that is should not be
too far from the cluster redshift. The small structure (2) west of
the cluster is not very significant (2.907) and is probably due to
the noise in the convergence map reconstruction. This cluster
has been studied by Jee & Tyson (2009) under its other name:
CLJ1226+3332. Using deep HST data, they manage to have
a sufficient number of background galaxies to reconstruct the
WL map around the cluster. However, the small field of view of
the ACS camera does not allow them to study the filamentary
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Fig.14. Same as Fig 5 for MACSJ0717 on the 3-color
Subaru/Suprime-Cam image. We expect 1.6 fake peaks above
30, and 0.3 above 407 in the displayed field (see Sect. 4.2 for
details).

Fig.15. Same as Fig 5 for BMWI1226 on the r-band
Subaru/Suprime-Cam image. We expect 1.0 fake peaks above
30, and 0.1 above 407 in the displayed field (see Sect. 4.2 for
details).

structure that we see east of the cluster.

MACSJ1423, Fig. 16: MACSJ 1423 looks rather isolated on
small scales, with a good alignment between the WL, X-ray,
and optical centers. Kartaltepe et al. (2008) also classified it as a
relaxed cluster according to its WL contours. A small structure
is detected north-east from WL but not from the optical data and
should correspond to a group at a different redshift. The X-ray
data come from Chandra in this case, so structure 2 has no X-ray
imaging. This cluster has been studied in strong lensing by
Zitrin et al. (2011) and also by Limousin et al. (2010) who found
a single central mass component, which agrees with our smooth
contours. Applegate et al. (2014) also computed WL masses for

this cluster finding values of MXLIASMPC = (3.7+2.8)x10"M,, or
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Fig.16. Same as Fig 5 for MACSJ1423 on the i band
Subaru/Suprime-Cam image. We expect 2.1 fake peaks above
30, and 0.3 above 40, in the displayed field (see Sect. 4.2 for
details).

M:ZLI'SMPC = (8.8 +3.6) x 10'*My, in the first case using the full
distribution of photometric redshifts of the background galaxies
and in the second the standard color-color cut. We note that our

value of Mﬁng’Mpc = (6.7 +2.7) x 10'*M,, is in good agreement

with the one obtained with the color-color cut method (the one
which we used).

MACSJ1621, Fig. 17: MACSJ1621 presents a large sub-
structure (2: 5.90 significance) that could be an infalling group.
Another structure (3) is detected south-east at more than 5o,
and could be embedded in a filament linking it to the cluster, as
suggested by the galaxy light density map. Note that structure 3
is also detected by von der Linden et al. (2014). An X-ray coun-
terpart is detected only for the cluster and not for structure 2, that
has then good chance of being part of the filament rather than
being an infalling group. The WL mass that we measure for this
cluster agrees with the value of Applegate et al. (2014) within
the error bars: we find MMV = (5.8 £ 1.9) x 10"M,

r<1.5Mpc
and they have MZ%_SMPC = (85 + 23) x 10“M, or
M}ZLI'SMPC = (8.8 £ 2.2) x 10'*M,, in the first case using

the full distribution of photometric redshifts of the back-
ground galaxies and in the second the standard color-color cut.
However, we do not reproduce the high mass found in Hoekstra
et al. (2015): M%GW =(11.2+2.5)x 10" M.

RXJ1716, Fig. 18: RXJ1716 (1: 7.30) shows a very
elongated profile pointing towards two groups: 2 and 3 detected
at respectively 4.9 and 5.40,. However those structures are
not detected in the galaxy density map and must then lie at a
different redshift. The main cluster is also detected with the
X-ray and galaxy density contours. The filamentary structure
elongated to the north east of the cluster is also seen in the WL
reconstruction of Clowe et al. (1998). This is a massive cluster
with MYV = (9.1 +3.4) x 10" M.

MS2053/CXOSEXSI2056, Fig. 19: MS2053 is detected
with a high level of significance: 8.70 and with a mass of

MYV = (6.3 +1.9) x 10" M. It is also detected in the X-ray

Fig.17. Same as Fig 5 for MACSJ1621 on the 3-color
Subaru/Suprime-Cam image. We expect 1.2 fake peaks above
30, and 0.2 above 407 in the displayed field (see Sect. 4.2 for
details).

Fig.18. Same as
Subaru/Suprime-Cam image. We expect 2.1 fake peaks above
30 and 0.5 above 407 in the displayed field (see Sect. 4.2 for
details).

Fig 5 for RXJ1716 on the r-band

and galaxy density contours. CXOSEXSI2056 is a smaller
cluster detected at a 4.40°, significance, and also presents an
X-ray counterpart. It seems to be merging with a wide structure
(3: 4.504) on the east and might also be linked to the small
structure 4 but the significance of the latter structure remains
low (3.207) and it is more likely a fake peak due to noise. For
this field we did not try to estimate the masses of each cluster by
removing the contribution from the other, as we did for OC02,
because the significance of their detections are too different.
CXOSEXSI has little chance to significantly affect the shear
profile of MS2053, and on the contrary, removing such a big
cluster as MS2053 would introduce an other large bias in the
mass estimate of CXOSEXSI. In addition we did not compute
any mass for this latter cluster.
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Fig.19. Same as Fig 5 for MS2053 and CXOSEXSI2056 on the
r-band Subaru/Suprime-Cam image. We expect 1.3 fake peaks
above 307, and 0.2 above 40 in the displayed field (see Sect. 4.2
for details).

6.2. General discussion

We summarize the structure detection in Table 4, where we show
the average significance of the WL detection obtained from 100
realizations of the noise along with the percentage of realizations
in which the structures are detected at more than 30~ above the
map noise defined in eq. 5. We also indicate for each structure if
it has X-ray and optical counterparts, and conclude on the cur-
rent status of the cluster and the possible presence of filaments.

The first conclusion from the study of this sample is that all
the clusters appear very different, especially when considering
their close environment. Several hypotheses made for the mass
calculation are then questionable. Most of these clusters are not
spherical, and present either a preferential direction, or several
substructures. The NFW profile used in Sect. 4.3 seems sim-
plistic compared to these results, and it appears very difficult to
find a mass profile that fits every cluster, when extending to radii
higher than the cluster core.

Despite these very different behaviors, we try to classify our
sample according to the smoothness of their WL contours and
the presence of substructures or infalling groups:

(1) The only relaxed cluster of our sample is MACSJ1423.
On small scales we see smooth symmetrical contours and no
substructures. However, even for this cluster, we find that it
might be embedded in at least one filamentary structure at larger
scales.

(2) The second category gathers clusters which are highly
asymmetrical but do not present any clear substructure or in-
falling group: LCDCS0829, RXJ1716, and MS2053. These clus-
ters are probably recovering from old merger events, the direc-
tion of interaction of which only remains visible.

(3) The last category encompasses clusters with high levels
of substructuring or apparent merging events. These clusters are
recovering from a recent merging event or even are presently
merging. Such behaviors are observed for MACSJ0454, A851,
MS1621, OCO02, NEP200, RXJ2328, CLJ0152, MACSJ0717,
MACSJ1621, and CXOSEXSI1J2056.

Six clusters among this last list seem to be part of par-
ticularly intense extended filamentary structures: MACSJ0454,
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A851, MS1621, CLJ0152, MACSJ0717, and MACSJ1621. In
addition, BMW 1226 shows a large filament despite the fact that
the cluster is not detected itself. However, fainter filamentary
structures linking the different mass peaks can be seen in many
cases, suggesting that every cluster lies in a large scale struc-
ture. These LSSs are often not clearly detected, as they are too
diffuse compared to the mass peaks corresponding to either in-
falling groups, or small merger events. Finally, we note that most
of our clusters are either past mergers (~ 21.5%) or recent or
present mergers (~ 71.5%). This supports the standard hierar-
chical scenario in which clusters grow through the merging of
smaller structures. In addition, it means that most massive clus-
ters at 0.4 < z < 0.9 are still evolving through this merging pro-
cess. XDCS0329 is not discussed as it is only weakly detected.
This classification is summarized in Table 4.

7. Conclusion

We accurately measured galaxy shears for eight
CFHT/MegaCam and seven Subaru/Suprime-Cam images.
We successfully estimated the mass of twelve clusters out of
sixteen, by fitting their shear profiles with an NFW profile.
Comparing with masses from X-ray data (XMM-Newton and
Chandra observations), we found that our masses are generally
higher than those from X-rays by about 22%, an expected
result given that the X-ray masses rely on the hypothesis of
hydrostatical equilibrium. However, our sample is small and we
need higher statistics to compare both masses, and also to better
compare to the WL literature.

We inverted the shear to obtain convergence maps, and over-
laid the WL contours on images. We estimated the significance
of each detected structure with a hundred realizations with a ran-
dom ellipticity added to each galaxy. Comparing with X-ray con-
tours and galaxy light density contours, we studied the environ-
ment of every cluster. We found that clusters are very different
on large scales and doubt they can all be fitted with a simple
NFW profile. We separated our sample between isolated relaxed
clusters, asymmetrical clusters with no substructures and clus-
ters which have a more complex environment. The second cate-
gory corresponds to past mergers and the third one to recent or
present mergers. Most of the sampled clusters are in the last two
categories, providing strong observational support to the hierar-
chical growth scenario, and implying that clusters are still evolv-
ing through this process at 0.4 < z < 0.9. Temperature maps
from deep X-ray imaging could help characterize the different
merging phases that we observe (see e.g. Durret et al. 2011, and
references therein). Even in the isolated case, we found that clus-
ters are embedded in complex large scale structures, often con-
necting to another group on megaparsec scales. We report possi-
ble filament detections in CLJ0152, MACSJ0454, MACSJ0717,
A851, BMW1226, MS1621, and MACSJ1621, the first one also
experiencing recent complex merger events. Finally, it is im-
portant to note that the distinction between a filament and an
infalling group or small cluster is almost a semantic problem.
However, groups and small clusters should contain more X-ray
gas than filaments, and are more likely to possess a BCG, at least
in the case of clusters. A more detailed study of each cluster with
separate simulations is required to help distinguish between the
two possibilities. We intend to study the galaxy populations of
the proposed filaments in the framework of the DAFT/FADA
survey, a work that will also help discriminating the nature of
these structures.
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Table 4. Results on environment. The first eight clusters are observed with CFHT/MegaCam and the last eight with Subaru/Suprime-
Cam. The different columns correspond to #1: cluster ID, #2: cluster redshift, #3: structure ID, #4: significance of the WL peak in
the 2D mass map in unit of o, (see text for details), #5: percentage of re-detection above 307, over the hundred noise realizations,
#6: detection of the structure in X-rays (Y for yes, N for no, ~ when the detection is ambiguous, - for no data), #7: detection of the
structure in galaxy density map (Y for yes, N for no, ~ when the detection is ambiguous, - for no data), #8: derived status of the
cluster from our analysis and possible presence of a large filament; numbers refer to the classification in the text.

Cluster z structure  o,p  detection percentage  X-ray  galaxies Cluster status
XDCS0329 0.4122 1 2.8 44% Y Y -
2 5.6 96% N N
3 3.9 74% N ~
MACSJ0454 0.5377 1 5.1 91% Y Y recent or present merger (3) / filament
2 4.2 76% ~ ~
3 3.7 67% N ~
4 4.4 88% N Y
5 3.8 70% N N
6 4.2 82% N ~
7 4.0 78% N N
8 5.5 95% N N
ABELLS51 0.4069 1 7.6 100% Y Y recent or present merger (3) / filament
2 5.0 89% ~ Y
3 4.3 81% ~ ~
4 4.4 86% N N
LCDCS0829 0.4510 1 5.5 98% Y Y past merger (2)
2 4.5 86% - Y
3 4.7 92% - Y
MS1621 0.4260 1 8.3 100% Y Y recent or present merger (3) / filament
2 4.3 77% ~ Y
3 3.5 67% N N
4 3.1 53% N N
0C02 0.4530 1 4.7 88% Y Y recent or present merger (3)
2 5.8 98% Y N foreground cluster (A2246)
3 4.2 78% N ~
NEP200 0.6909 1 5.1 93% Y ~ recent or present merger (3)
2 4.6 84% N N
RXJ2328 0.4970 1 5.5 93% Y Y recent or present merger (3)
2 3.9 73% N N
CLJ0152 0.8310 1 8.3 100% Y Y recent or present merger (3) / filament
2 6.4 98% Y N
3 4.8 85% Y N
4 6.6 98% Y Y
5 4.7 89% ~ N
MACSJO0717 0.5458 1 10.9 100% Y Y recent or present merger (3) / filament
2 8.2 100% ~ Y
3 5.7 98% N Y
BMW1226 0.8900 0 - - Y Y - / filament
1 5.6 97% N Y
2 2.9 46% N N
MACSJ1423 0.5450 1 5.0 91% Y Y Relaxed (1)
MACSJ1621 0.4650 1 6.8 97% Y Y recent or present merger (3) / filament
2 5.9 96% N Y
RXJ1716 0.8130 1 7.3 98% Y Y past merger (2)
2 4.9 85% N N
3 5.4 86% N N
MS2053* 0.5830 1 8.7 100% Y Y past merger (2)
CXOSEXSI2056*  0.6002 2 4.4 84% Y N recent or present merger (3)
3 4.5 84% N N
4 32 55% N N

*CXOSEXSIJ205617 and MS_2053.7-0449 are on the same image.
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3.3 Shear peaks

This section presents the results from Martinet et al. (2015, A&A in press): Constraining
cosmology with shear peak statistics: tomographic analysis. The first subsection briefly
summarizes the paper, its context, aims, methods, results, and conclusions. The detailed
study can be read in the second subsection, where we display the article.

3.3.1 Summary
Context

Accurate shear measurements can be used to constrain the cosmological model of our
Universe. Cosmic shear, i.e. the shear 2-point correlation function, is the standard
cosmological probe for WL surveys. However, other statistical measures of shear maps
incorporating higher order moments are possible, and they become increasingly attractive
in light of the significant gain in signal-to-noise expected from the planned large WL
surveys, such as Fuclid. In particular the statistics of shear peaks, which trace the
projected mass concentrations, is a promising cosmological probe. Dietrich & Hartlap
(2010) showed that shear peaks contain complementary information than the standard
cosmic shear.

The Euclid ESA space mission (Laureijs et al. 2011) is a weak lensing survey primarily
designed to constrain the dark energy equation of state w. It will also reveal some impor-
tant results about modified gravity, dark matter, and the initial density perturbations.
The satellite will be launched in 2020, and will cover 15,000 square degrees of the sky
in one visible and three infrared bands, with an expected average galaxy density of 30
galaxies per square arcmin.

Aims

We quantify the cosmological constraints attainable with shear peak statistics by a large-
area survey similar to that expected from the Fuclid mission, focusing on the density
parameter, (2,7, and on the power spectrum normalization, oy, for illustration.

Methods

We study peaks detected directly in shear maps, rather than convergence maps, an ap-
proach that has the advantage of working directly with the observable quantity, the
galaxy ellipticity catalog. Using large numbers of numerical simulations to accurately
predict the abundance of peaks and their covariance, we forecast the constraints attain-
able by the Fuclid mission, on 2); and og. This is done via a Fisher formalism where
the observable is the distribution of peaks with respect to their detected signal-to-noise.
Weak lensing maps are simulated with the SUNGLASS pipeline (Kiessling et al. 2011) for
both the fiducial cosmology that allows to compute the covariance matrix, and the mod-
ified cosmologies used to calculate the derivative of the peak distribution with respect to
cosmological parameters.

We also quantified the gain of a tomographic study over a simple 2D analysis, by
slicing our galaxy sample in five redshift bins.
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Results

We forecast conditional constraints of (dq,,, dss) = (0.0012,0.0018) without tomography,
and (0.0010,0.0014) with tomography. This is in very good agreement with conditional
constraints from other authors (Maturi et al. 2011; Hilbert et al. 2012; Marian et al. 2012,
2013).

In addition, our tomographic peak counting method improves the conditional (marginal)
constraints by a factor 1.2 (2) over those from a two-dimensional (i.e., non-tomographic)
peak-count analysis.

Finally, we find that peak statistics provide constraints comparable to those from
cluster counts.

Conclusions

The peak counts, have the great advantage of not relying on any scaling relation that
may prove difficult to establish to high accuracy. Together with the very good constraints
found in the case of a Fuclid-like survey, this makes shear peak statistics one of the best
future cosmological probes. Even if the gain from a tomographic approach is weak for
Qur and og, it is worth investigating its effect on the measurement of the DE equation of
state w.

3.3.2 Martinet et al. 2015b
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ABSTRACT

The abundance of peaks in weak gravitational lensing maps is a potentially powerful cosmological tool, complementary to measure-
ments of the shear power spectrum. We study peaks detected directly in shear maps, rather than convergence maps, an approach that
has the advantage of working directly with the observable quantity, the galaxy ellipticity catalog. Using large numbers of numerical
simulations to accurately predict the abundance of peaks and their covariance, we quantify the cosmological constraints attainable by
a large-area survey similar to that expected from the Euclid mission, focusing on the density parameter, €,,,, and on the power spec-
trum normalization, o, for illustration. We present a tomographic peak counting method that improves the conditional (marginal)
constraints by a factor of 1.2 (2) over those from a two-dimensional (i.e., non-tomographic) peak-count analysis. We find that peak
statistics provide constraints an order of magnitude less accurate than those from the cluster sample in the ideal situation of a perfectly
known observable-mass relation; however, when the scaling relation is not known a priori, the shear-peak constraints are twice as
strong and orthogonal to the cluster constraints, highlighting the value of using both clusters and shear-peak statistics.

Key words. gravitational lensing: weak — cosmological parameters

1. Introduction

Weak gravitational lensing (WL) is a powerful probe of large-
scale structure, dark matter, and dark energy (e.g., Bartelmann
& Schneider 2001). In particular, cosmic shear surveys have
demonstrated their ability to constrain cosmological parameters
(e.g., Massey et al. 2007; Heymans et al. 2012), and the potential
of large-area shear surveys covering thousands of square degrees
to improve cosmological constraints to percent level accuracies
is the prime motivation for ambitious programs like the on-
going Dark Energy Survey (DES)', and Stage IV experiments
(Albrecht et al. 2006, 2009) like the Large Synoptic Survey
Telescope2 (LSST, LSST Science Collaboration et al. 2009), the
Wide Field Infrared Survey Telescope (WFIRST)? (Spergel et al.
2013), and the Euclid* (Laureijs et al. 2011) missions.

The shear correlation function (equivalently, power spec-
trum), a measure of the second moment of the mass distribution,
is the standard tool for analyzing WL surveys. Other statisti-
cal measures of shear maps incorporating higher order moments
are possible, and they become increasingly attractive in light of
the significant gain in signal-to-noise expected from the planned
large WL surveys.

http://www.darkenergysurvey.org
http://www.lsst.org
http://wfirst.gsfc.nasa.gov

1
2
3
4 http://www.cosmos.esa.int/web/euclid

Article published by EDP Sciences

In this paper, we consider the statistics of peaks in a shear
map (or shear catalog) as a cosmological probe. We define shear
peaks by filtering the map with an aperture designed to detect lo-
calized projected mass concentrations, such as galaxy clusters.
Indeed, WL surveys can be used to detect galaxy clusters, and
the cluster counts then used as a cosmological probe (Kruse &
Schneider 1999; Marian & Bernstein 2006). Projection effects,
however, severely limit the purity of cluster samples defined
through WL, despite attempts at constructing optimal filters, be-
cause many peaks result from the alignment of small systems
along the line of sight (White et al. 2002; Hamana et al. 2004;
Hennawi & Spergel 2005).

An alternative is to abandon the correspondence between
shear peaks and clusters and simply use the statistics of peaks
to characterize the projected mass distribution (Reblinsky et al.
1999). This is the approach we adopt in the present work. These
general shear peaks do not necessarily have any meaning as
physical objects, being a combination of real clusters and chance
alignments. Their abundance, however, like clusters, is sensitive
to the underlying cosmology (Jain & Van Waerbeke 2000; Wang
et al. 2009; Dietrich & Hartlap 2010; Kratochvil et al. 2010).

One disadvantage of this approach is that we do not posses
a simple analytic form for the abundance of peaks as a func-
tion of cosmological parameters. This is in contrast to the sit-
uation with clusters, where practical expressions do exist for
the mass function that greatly facilitate the theoretical predic-
tion of cluster abundance and exploration of parameter space
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(Press & Schechter 1974; Jenkins et al. 2001; Tinker et al.
2008). We must instead resort to N-body simulations to predict
WL peak abundance, and we require large suites of simulations
to explore the parameter space.

Such studies have been undertaken by several authors in re-
cent years (Dietrich & Hartlap 2010; Kratochvil et al. 2010;
Yang et al. 2011; Hilbert et al. 2012; Marian et al. 2012, 2013).
In this paper, we perform a Fisher analysis of the constraints
from peak counts in the context of upcoming Stage IV dark en-
ergy surveys, comparing our results to constraints expected from
cluster counts. We employ large suites of independent N-body
simulations to mitigate what has been an important limitation of
previous studies, and we work directly with shear measurements,
rather than reconstructed convergence maps.

The SUNGLASS code (Kiessling et al. 2011) is a rapid sim-
ulation tool based on line-of-sight integration through N-body
boxes to calculate the WL field. Its speed allows us to gener-
ate large numbers of simulated shear maps, and hence determine
peak abundance as a function of cosmological parameters and
its variance. In particular, we are able to accurately calculate
the derivative of peak abundance with respect to the parame-
ters needed for the Fisher matrix. It is important to note that
while many previous works have employed N-body simulations
for similar analyses, they have relied on statistically shifted maps
generated from a limited number of simulations (e.g., Dietrich &
Hartlap 2010; Kratochvil et al. 2010; Yang et al. 2011; Hilbert
et al. 2012; Marian et al. 2012, 2013). By contrast, the maps in
this work are truly independent, with each map generated from
a separate N-body realization.

We work directly with ellipticity measurements, an unbiased
estimator of the shear in the WL regime (e.g., Dietrich & Hartlap
2010; Maturi et al. 2011; Hamana et al. 2012; Hilbert et al.
2012), rather than convergence maps that have been used in sev-
eral previous studies (e.g., Kratochvil et al. 2010; Yang et al.
2011; Marian et al. 2012, 2013). Convergence is not the direct
observable, but must be reconstructed from shear measurements.
Our approach avoids the complexity added by this inversion. In
addition, the use of shear greatly simplifies the nature of map
noise, which is non-trivial to estimate in the case of the recon-
structed convergence.

Finally, we apply tomography to the peak statistics by di-
viding the lensed background galaxies into redshift bins. This
offers a two-fold advantage; first it allows us to remove fore-
ground galaxies (z < 0.5) that tend to dilute the shear signal, al-
though the mass distribution below this redshift still contributes
to the statistics measured using only the higher redshift galaxies.
Second, we can detect shear peaks in different redshift planes
and examine the statistics both within and between planes. As
with the shear correlation function, the additional radial infor-
mation significantly increases precision on cosmological con-
straints. Building on the work of Hennawi & Spergel (2005) and
Dietrich & Hartlap (2010), we quantify the constraining power
of tomographic shear peak statistics for Stage IV dark energy
missions, such as Euclid.

We begin by describing our WL simulations in Sect. 2. The
peak detection procedure and its application to the simulations
are detailed in Sect. 3. In Sect. 4 we examine peak statistics
and their use as a cosmological probe. Section 5 extends the
approach to tomography. We conclude with a final discussion
and comment on future directions in Sect. 6. Throughout the pa-
per, for concreteness, we consider the specific case of a survey
similar to that of the Euclid mission with a fiducial flat ACDM
cosmology specified by (Qwm, Qa, O, h, 03, ns) = (0.272,0.728,
0.0449, 0.71, 0.809, 1.000) (e.g., Hinshaw et al. 2013).

A101, page 2 of 10

2. Weak lensing simulations

We employ the Fisher formalism to asses the cosmological
constraints expected from peak counts in Stage IV dark en-
ergy experiments, taking as typical characteristics those of
the Euclid (Laureijs et al. 2011) mission. Euclid will survey
15000 deg2 in three infrared bands (Y, J, and H) and a single,
wide optical filter (combined riz bands), the latter with a point
spread function (PSF) of 0.1 arcsec. The survey reaches a mean
source galaxy density usable for lensing of 30 gals. arcmin—
with a median redshift of z = 0.8, following the redshift
distribution

P() = %03126_(%) , 0

with zg = 0.7.

Calculation of the Fisher matrix requires the derivative of
the mean peak counts with respect to cosmological parameters,
evaluated at the fiducial model. We also need the covariance
of the peak counts about their mean in this model. Since we
do not posses an analytical expression for the WL peak abun-
dance, we must use simulations to calculate the expected peak
counts. We need enough simulations to accurately determine the
mean peak counts for each parameter variation and to deter-
mine their covariance in the fiducial model. This is non-trivial
as much of the signal comes from non-linear scales in the mass
distribution, which can only be properly modeled by N-body
simulations.

Simulation speed is therefore essential. In our study we use
the SUNGLASS pipeline developed by Kiessling et al. (2011).
We give a brief description of the SUNGLASS pipeline here but
for a full prescription of how the SUNGLASS WL shear and con-
vergence catalogs are generated, see Kiessling et al. (2011). For
a given set of parameters, SUNGLASS first generates an N-body
realization with the GADGET-2 code Springel (2005). These sim-
ulations are performed with 5123 paticles in a 512 h~! Mpc box
and the light cone is 100 square degrees and goes out to a redshift
of 7 = 2.0. The convergence and shear of each mass point are cal-
culated along the line of sight at multiple lensing source planes.
This relies on the applicability of the Born approximation in the
WL regime, i.e., that the mean path of the light bundle from
a distant object remains adequately straight in the presence of
lensing. The integration is much quicker than ray tracing through
the simulation box, and allows the production of large suites of
simulated WL observations. The shear and convergence is then
interpolated on to the individual particles in the light cone, pro-
viding a highly sampled catalog of shear and convergence along
the line of sight.

The speed of SUNGLASS enables us to produce many in-
dependent realizations, an improvement over previous studies
that had to resort to shuffling the results from single realiza-
tions. The final WL catalogs are constructed by down-sampling
the highly sampled SUNGLASS shear and convergence catalogs
to 30 galaxies per square arc minute using the source galaxy
redshift distribution of Eq. (1), and assuming that the galaxies
trace the dark matter exactly. To model the shape noise aris-
ing from intrinsic galaxy ellipticity, we add a random ellipticity
to each source galaxy in the simulated shear catalogs accord-
ing to a Gaussian distribution with zero mean and standard de-
viation 0. In practice, we use a Box-Muller Gaussian random
number generator, drawing two uniform numbers (x, y) over the
interval (0, 1) to obtain two Gaussian random numbers (e, &)
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that we add, respectively, to the shear components, y; and y;:

6 = %\/—Zm(x) cos (21y) )
6 = % “21n (x) sin 27y). 3)

Null values in the first step are replaced by arbitrarily chosen
values.

This procedure corresponds to drawing a tangential elliptic-
ity from a Gaussian of zero mean and dispersion o, which we
take to be o« = 0.3 (e.g., Leauthaud et al. 2007). We note that
the shear components, y; and >, are typically only a small per-
cent of the noise, € and &. Under the assumption that the noise
is uncorrelated (i.e., in the absence of important intrinsic align-
ment effects), the mean ellipticity averaged over a number of
source galaxies approaches the shear signal. We will discuss this
fundamental hypothesis in Sect. 5.

3. Peak detection
3.1. Method

To identify peaks in a shear catalog, we employ aperture mass
filtering (Schneider et al. 1998; Bartelmann & Schneider 2001)
with an outer annulus to remove the integration constant, thereby
resolving the finite space inversion problem. This technique does
not return the true mass within the aperture, for example, when
centered on a cluster; for that, one would have to know the
true shape of the mass distribution as seen through the filter. By
adopting a mass distribution, such as the NFW profile (Navarro
et al. 1997), one can determine the true mass and also find clus-
ters in WL surveys (e.g., Marian et al. 2012, 2013). Our goal,
however, is not to measure the true mass of physical objects, but
to compare the number of peaks expected in a WL survey for
different cosmologies.

The aperture mass can be calculated either from the conver-
gence field, «, or the shear field, y. In the former case, the aper-
ture mass is calculated by integrating the convergence within the
aperture centered at position 6 (a two-dimensional vector in the
plane of the sky),

Map(60) = f 0260 U(19 - 8oDx(6), )

where U is a filter chosen to best fit the lens mass density profile.
In a WL survey, the observable is actually the source galaxy
ellipticity, €. It is related to the reduced shear, g, by

Y
1-«

(& =g= XY, )
which tends to the shear, v, in the weak lensing regime where
(k,7v) < (1,1). The indicated average is over random orienta-
tions of intrinsic galaxy ellipticity. A WL survey thus directly
measures shear, y, rather than the convergence. Working directly
with the observable quantity, y, we avoid the non-trivial step of
integrating the shear to obtain the convergence field, which is a
derived quantity.

Shear and convergence are two mathematically distinct, al-
though related, quantities, the first being a spinor of spin two
and the second a scalar on the sphere. To adapt the expression
for the aperture mass to the case of shear, we first define the
scalar tangential shear, y,, for a galaxy image that accounts for
both components of the shear (y; and y»),

11(0,60) = — [71(0) cos 2¢(6, 6) + y2(6) sin 2¢(6, 60)] , (6)

where ¢ is the angle giving the position of the galaxy image (6)
relative to an arbitrary fixed axis running through the center of
the aperture, at position 6, in the image plane; this fixed axis
defines a local cartesian coordinate system in the plane of the
sky with origin positioned on the filter center. The aperture mass
equation can then be rewritten in terms of the tangential shear
and the new filter function Q:

2

0
o6 = 9—21(; d*0'e’ u(e') - U6, (7

Mqp(60) = fdz@ Q(16 — 6o[)y:(8, 6o). ®)

The convergence has been used in several previous weak lens-
ing peak studies (e.g., Kratochvil et al. 2010, Yang et al. 2011,
Marian et al. 2012, 2013), although recent studies increasingly
work directly with the shear (e.g., Dietrich & Hartlap 2010;
Maturi et al. 2011; Hamana et al. 2012; Hilbert et al. 2012),
which is also the approach adopted in this paper.

We use the following weight functions, U for conver-
gence and Q for shear, appropriate for a circular aperture (see
Bartelmann & Schneider 2001):

— if0 <6<

1
UB)={ — if0, <0<6, )
0 elsewhere

m(03-67)

Q(G) _ {7{(9%%‘%)93 1f91 <0<6b (10)

0 elsewhere.

In practice, the integral over the aperture weight function
becomes a sum weighted by the number density of galaxy
images, n,

1
Map(6o) = Z U(16; — 60D« (6:) (11)

1
Mup(80) = — > Q16; — Bolyy(6:. 6o). (12)

where y:(6;, 6y) and k(0;) are the tangential shear and the conver-
gence of the image at 6; relative to the point 6.

By expressing the equations in terms of discrete sums, we
explicitly account for the sampling inherent in the observations,
i.e., we only measure the shear where there is a source galaxy.
Moreover, we use the actual number density of galaxies in the
aperture, rather than a fixed, average value. The link from simu-
lations to observations is trivial, as it is sufficient to replace the
tangential shear, 7y, in the last equation by the tangential com-
ponent of the ellipticity, €. This is the principal interest of using
shear instead of convergence.

The aperture mass is convenient because in the case of the
shear, it permits simple calculation of its variance due to the in-
trinsic ellipticity of the source galaxies, o¢:

1/2
\‘g (Zgz(wf—oob] .
A

This allows us to define a local noise level and peak detection
threshold, which is another strong argument in favor of using
shear peaks rather than convergence. We then define peak am-
plitude as

O-(Map) =

(13)

T(0) = My _ % 006; — 6oDyi(6:,60)
VT M) T T(5 02016~ G0l 2

(14)
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The amplitude of a peak is independent of the normalization of
the weight function, but does depend on the number of galaxies
in the aperture through both the sums in numerator and denomi-
nator. Peak amplitude thus varies as the square root of the num-
ber of galaxies in the aperture. Intrinsic galaxy ellipticity also
affects the signal-to-noise value, although it does not change the
relative intensity of the peaks. As mentioned, we take o = 0.3
(Leauthaud et al. 2007).

A critical point is the size and shape of the aperture. The
chosen shape will preferentially select a specific form of struc-
ture, such as clusters or filaments, while the size will favor one
cluster size over others. We must also adapt the aperture to in-
clude enough galaxies to optimize the signal-to-noise over the
random shape noise (this point will be discussed in the section
on tomography).

For simplicity, we adopt a radially symmetric aperture of
fixed angular radius. The inner radius is set to §; = 3.5’, corre-
sponding to the typical size of a cluster at redshift z = 0.3, where
the contribution to shear peaks is the most important (Dietrich &
Hartlap 2010), to exclude any contamination by cluster galaxies
and the strong lensing regime, while the outer radius is set to

» = 10’, which is roughly the limit of the lensing effect at this
redshift (see Hamana et al. 2012). In practice, we have found that
the mass inside a given aperture strongly depends on the inner
radius. In a future work, we plan to use a set of aperture sizes
to extract information from different scales. One could also use
an adaptive matched filter to preferentially select galaxy clus-
ters (e.g., Marian et al. 2012). This is not our goal in this first
study, and we leave the identification of an optimal filter to a fu-
ture work. Finally, peaks are selected to be larger than all their
neighbors in a radius equal to that of the aperture. Peaks situated
at less than 6, from the map edges are discarded as they are not
computed in the proper aperture.

4. Peak statistics

We first present our statistical methodology and results from a
non-tomographic analysis of the peak counts. Section 5 then ex-
tends the analysis to tomographic peak counts.

4.1. Method

We implemented two statistical measures: a y” test and the
Fisher information matrix, both defined over bins of peak height.
We chose our bins to include the same number of peaks based
on the mean peak counts in our fiducial cosmology. This bin
size is then maintained for the other cosmologies. Bin widths
are given in Table 1, along with the number of peaks for one
fiducial realization.

Let N;, be the number of peaks in bin i of realization r for
a given cosmology, and R be the total number of realizations of
this cosmology. Defining (N); as the mean number of peaks in
bin i, averaged over all R realizations, we calculate the covari-
ance matrix of the binned peak counts as

Ny
C’*f:{RzgREN,r

(N))(Njr =
NNy =

(N))ifi # j
Ny ifi = J, (1>
using R = 150 independent realizations of the fiducial cosmol-
ogy. Each of these realizations corresponds to a lightcone of
100 deg?, and we subsequently normalize the covariance ma-
trix to an area of 15000 deg” (e.g., the useable extragalactic
sky and Euclid target). Figure 1 shows the correlation matrix,
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Table 1. Bin widths and peak counts for one fiducial realization.

Bin number Binsize N
1 3.0 70
2 3.2 72
3 34 65
4 3.5 67
5 3.7 72
6 3.9 74
7 42 69
8 4.5 77
9 5.0 66
10 5.7 90

Notes. The second column gives the lower bound on the peak signal-to-
noise for each bin and the third the total number of peaks in the bin; for
example, the first line reads: in bin 1 there are 70 peaks with signal-to-
noise between 3.0 and 3.2.

-
o

0.8
0.6
0.4
0.2

-0.2
-0.4

- N W A OO N o ©

1 2 3 4 5 6 7 8 9 10

Fig. 1. Correlation matrix of the shear peak distribution for a 100
square-degree field, calculated by averaging over 150 realizations of the
fiducial cosmology (see Eq. (15)). This is the covariance matrix normal-
ized to unit diagonal. The x and y-axis values are the peak height bin
numbers, defined in Table 1.

i.e., the covariance matrix normalized to unity along the diago-
nal. We see that the correlation between bins is less than 20%
except for the higher signal-to-noise bins where it can reach
up to 40%. It seems reasonable that the stronger peaks would
be more correlated between bins, with signal being dominated
and seen by successive source planes, while the lower signal-
to-noise peaks would be more affected by noise variations and
projections between source planes. This agrees with the fact that
high signal-to-noise peaks mostly correspond to galaxy clusters,
while low signal-to-noise peaks are dominated by projections of
large-scale structure and noise, as shown by Maturi et al. (2011).

This covariance matrix is then used to compute either the y?
(Eq. (16)) or the Fisher matrix (Eq. (17)). The y? is expressed as

K0 ) = D WL = (NDC )TN, = Ny, (16)
ij

where f represents the fiducial cosmology and f’ a reference
cosmology. We note that f’ can be the same as f if we wish
to compare one realization of a cosmology to all the other real-
izations of the same cosmology. This allows us, in particular, to
test whether the y? variable is actually distributed according to a
x>-distribution. The Fisher matrix is given by

5<N i HN); AN

Fpun = ), =5, (€ ,f,) ! (17)
; Ipy

J

where p, and p, are two cosmological parameters. We note

that this expression is easily interpretable only in the case of
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Gaussian distributed bin counts, i.e., as the number of peaks be-
comes large. Cosmological parameter constraints are then ob-
tained by inverting the Fisher matrix,

-1
Cl’a;]’h = (F)pa,pb'

(18)

Following Hartlap et al. (2007), we use the unbiased estimator,

C-!, for the inverse covariance matrix. Under the assumption of
Gaussian errors and independent data vectors, it is related to the
inverse of the estimated covariance matrix (Eq. (15)) through
the number of realizations, R, and the number of degrees-of-
freedom, D, as

— R-D-2

-1 -1
C o1 c, (19)
where in our case D is the number of peak-height bins. This cor-
rection will thus be more important in our tomographic analy-
sis where we build the covariance matrix through the assembled
peak distributions of several redshift slices.

The derivative of the peak counts with respect to cosmolog-

ical parameters averaged over all the realizations r is given by

ANy 1 i Nir(pa + Apa) = Niy(pa = Apa)

Opa "R 2Ap,

(20)

r=1

where Ap, is the variation of the cosmological parameter p,.
This calculation requires a sufficient number, R, of numeri-
cal simulations of each cosmology to accurately determine the
derivatives. For a single parameter variation, we used 250 cos-
mological simulations (150 for the fiducial cosmology and 50
for a variation of +Ap, and 50 for a variation of —Ap,).

To determine if this is sufficient, we perform a convergence
test on numbers of realizations by comparing the derivatives of
the peak counts for increasing numbers of realizations of the
modified cosmologies. In Fig. 2 we show the derivatives with
respect to Qp, and og when varying the number of realizations
from 10 to 50 in increments of 10 realizations. We note that the
derivatives do not significantly evolve beyond 30 realizations,
justifying our choice of R = 50 for the modified cosmologies.

We use a larger number of realizations of the fiducial cosmol-
ogy because the covariance matrix is computed for that model,
while only the mean peak counts are required for the other cos-
mologies. Taylor & Joachimi (2014) calculated the accuracy of
the covariance matrix given the number of realizations and of
degrees of freedom of the data vectors. Following their Eq. (13),
we estimate the precision of our covariance matrix to be better
than ~13% with our 150 realizations. The additive factor of 2v 2,
where v is the desired accuracy, in the required number of real-
izations limits in practice the achievable accuracy on the covari-
ance matrix; sub-percent accuracy, for instance, would demand
at least 40 000 realizations. Our choice of 150 seems reasonable
for the present test-study, but this issue calls for further attention
and presents a crucial difficulty for many dark energy probes
based on large-scale structure, such as cosmic shear.

4.2. Results

As an illustration of peak count statistics, we study achiev-
able constraints on two cosmological parameters: the total mat-
ter density, Qy,, and the present-day linear matter power spec-
trum normalization, og. In the standard ACDM model, these
are well constrained by cosmic microwave background (CMB)
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Fig. 2. Derivatives of the peak counts with respect to Q,, (top) and og
(bottom) as defined in Eq. (20) as a function of the number of realiza-
tions of the modified cosmologies. Results for R = (10, 20, 30, 40, 50)
correspond, respectively, to the red, green, blue, purple and cyan curves.
There is little change beyond R = 30.

observations (Hinshaw et al. 2013; Planck Collaboration XVI

2014). Methods measuring their values at low redshifts, such
as peak counts or other gravitational lensing observations, are
useful to search for extensions of this simple model. The power
spectrum normalization, o7, is a good example: differences be-
tween values obtained from the CMB and low redshift methods
could indicate the need for a non-minimal neutrino mass (e.g.,
Planck Collaboration X 2014; Rozo et al. 2013; Battye & Moss
2014).

Each parameter was varied by 10% from its fiducial value
given in Table 2 to define a reference cosmology. We generated
150 realizations of the fiducial cosmology and 50 realizations
of each reference cosmology. When varying one parameter, the
other remains at its fiducial value. However, when varying the
matter density parameter, Qy, the dark energy density parame-
ter, (5, was also adjusted in order to maintain a flat Universe,
QM + QA =1.

4.2.1. Chi-squared distribution

We first examine the distribution of y? values (Eq. (16)) in the
fiducial cosmology, using the covariance matrix calculated over
the 150 realizations and dividing the peak heights into 10 bins
of equal numbers of peaks, on average. The top panel of Fig. 3
shows that the distribution observed in the simulations is reason-
ably well represented by a true y? distribution with 10 degrees of
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Table 2. Cosmological parameter values for the fiducial and reference
cosmologies.

QM gy R

Fiducial 0.272 0.809 150
Low 0.245 0.728 50
High 0.299 0.890 50

Notes. The quantity R is the number of realizations of each cosmol-
ogy. When varying one parameter, the other remains fixed at its fiducial
value.

1 distribution =1
true y

<x2>=9.9
Var(x?)=28.6 1

006 |- I i |

004 | 1 ]

Normalized number of realizations

0.02 |-

1 distribution =1
true ¥’
01} — E

<x2>=1 6.4
008 - Var(x?)=59.8 E

0.06

0.04 -

Normalized number of realizations

0.02

35 40 45

Fig. 3. Normalized y? distribution based on the covariance matrix from
the 150 realizations of the fiducial cosmology. We consider 10 bins in
peak height with equal numbers of peaks in each bin (on average). Black
histograms represent our data and red curve represents a theoretical y”
distribution with 10 degrees of freedom. The fop panel shows the distri-
bution for 150 fiducial realizations. The bottom panel is the distribution
for 50 realizations with Q,, increased by 10% from its fiducial value.

freedom, although with a slight deviation manifest by the some-
what larger variance.

When comparing a modified cosmology to the covariance
matrix of the fiducial cosmology, we see that the y? distribu-
tion strongly diverges from a true y? law (lower panel of Fig. 3).
This result illustrates the potential of this method to constrain
cosmological parameters. The next step is to compute the con-
straints we would achieve with the Euclid survey using the
Fisher formalism.

4.2.2. Fisher information

Following Eq. (17) we compute the Fisher matrix and in-
vert it to obtain constraints on the cosmological parameters.

A101, page 6 of 10

0.815

0.81

O3

0.805

0.8}

0.265 0.27 0.275 0.28

Qy

Fig. 4. Fisher joint conditional constraints on ., and og with non-
tomographic peak count statistics for a Euclid-like survey; the red and
black contours delineate 1 and 20" significance limits.

Two-dimensional constraints are plotted in Fig. 4 with 1o~ and
20 confidence contours. These constraints are summarized in
Table 4.

5. Tomography

We develop a tomographic approach to peak count statistics
with the aim of exploiting the radial information by dividing the
source galaxies into redshift bins and detecting peaks to each
source plane separately. We then perform a joint statistical anal-
ysis of the multi-plane peak counts. For example, with two red-
shift bins we would have a peak distribution consisting of 20 bins
in which the first 10 bins represent the distribution of peaks de-
tected to the first source plane, and the remaining 10 the dis-
tribution to the second source plane. Our analysis employs the
full covariance of these 20 bins. We note that this approach dif-
fers from that employed by Dietrich & Hartlap (2010) in that we
do not attempt to localize individual peaks in redshift space; the
two approaches, however, access the same information. An im-
portant issue with tomography is to ensure that we have enough
galaxies in each aperture for the average ellipticity noise to be
negligible compared to the average tangential shear.

5.1. How to slice the redshift dimension

Adopting a Gaussian random distribution of intrinsic galaxy el-
lipticities with zero mean and dispersion o, the shape noise over
an aperture is

Te

Tap & . (2D
2N

where N,, is the average number of galaxies in the aperture.
We denote y as the desired ratio between the average tangen-
tial shear, (y;),p, and the aperture shape noise. An estimate of
the number of source galaxies required per aperture is then

2
Yoe
Ny =~ | ———| -
’ (‘/E<7t>ap]

We take a shape-noise dispersion of o = 0.3 and an average
shear value of 0.04 (e.g., Jain & Taylor 2003; Jain & Seljak
1997). These values with y = 7 yield a required number of about
1400 source galaxies per aperture.

(22)
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Table 3. Mean and one sigma variation of the number of peaks over the 150 realizations of the fiducial cosmology.

3<3<5 5<3<7 1<%£<9 9<3 3<3

All galaxies (0.5 <z <2) 572 + 19 104 + 12 18 £5 7+3 702 + 20
05<z<0.73 344 + 16 3+£2 0+0 0+0 347+16
0.73<z2<093 392 + 16 7+3 0x1 0+£0 399+16
093 <z<1.15 445 + 18 12+ 4 1+1 0+£0 458+19
1.15<z<143 494 + 19 17+5 1+1 0+£0 512+20
143 <z<2 553 + 16 27+ 6 2+1 0+£0 583+17

Working with fixed aperture size, the available number of
galaxies per aperture depends on redshift. Using the distribution
of redshifts in our simulations (Eq. (1)) normalized to the mean
Euclid galaxy density of 30 galaxies per square arc-minute, we
can estimate the number of galaxies per aperture for any slice of
redshift. For the most distant redshift bin, the condition of having
at least 1400 galaxies per aperture is satisfied for 1.43 < z < 2.
We adopt the same number of galaxies per redshift slice to avoid
favoring any particular redshift bin. The condition on a mini-
mal number of galaxies per aperture then directly translates into
a condition on the maximum number of redshift bins. We also
do not use the z < 0.5 redshift range to avoid diluting the sig-
nal. These conditions allow us to perform a tomographic analysis
with up to five redshift slices between redshift 0.5 and 2. We note
that relaxing the constraint on the shear to ellipticity ratio would
allow more redshift slices. We also note that this approach is lim-
ited by the uncertainty on the photometric redshift information,
which is on the order of o7(z) = 0.05 X (1 + 2).

For a first tomographic study, we use the following five red-
shift slices with equal numbers of galaxies: 0.5 < z < 0.73,
0.73 < 2 <093,093 <z < 1.15 1.15 < z < 143, and
1.43 < z < 2. The mean density in each slice is about five galax-
ies per square arc-minute. This corresponds to about 1400 galax-
ies per aperture and a shear to ellipticity ratio of about seven.

5.2. Results

We use the same simulations and shape noise realizations as in
Sect. 4 when studying the two-dimensional peak counts. The
size of the peak-amplitude bins is determined to include the same
number of peaks in each bin of a given redshift slice, based on
the mean peak counts in our fiducial cosmology. Figure 5 shows
the full correlation matrix across all bins and source redshift
planes, with the first 10 bins corresponding to the lowest red-
shift source plane and followed in sequence out to the highest
redshift plane.

Table 3 gives the mean and one sigma variation of the num-
ber of peaks over the 150 realizations of the fiducial cosmology.
The mean number of peaks are also shown in Fig. 6.

As seen from Table 3 and Fig. 6, peaks detected toward a low
redshift source plane tend to also be detected when using higher
redshift planes. This correlates the peak counts between source
planes, as indicated by the non-zero off-diagonal elements of the
correlation matrix, especially in the higher signal-to-noise bins.
The bins are not fully correlated, however, because new peaks
are detected beyond the lower redshift source planes as we move
outward. This tomographic view of the peak distribution con-
tains valuable cosmological information that increases the con-
straining power of the peak counts.

This can be appreciated from the differences in the y? dis-
tributions shown in Fig. 7. The black histogram in the upper
panel gives the distribution in the simulations, compared to a

0.8
0.6
0.4
0.2

-0.2
-0.4

15 20 25 30 35 40 45 50

Fig.5. Correlation matrix of the shear peak distribution for a
100 square-degree field with tomography, calculated by averaging over
150 realizations of the fiducial cosmology (see Eq. (15)). Each redshift
slice is divided into ten bins of peak height. This is the covariance ma-
trix normalized to unit diagonal. Correlations between bins are less than
20%, except at the highest signal-to-noise.
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Fig. 6. Mean number of peaks over the 150 realizations of the fiducial
cosmology. The red histogram corresponds to peaks detected in the 2D
analysis while green, blue, pink, cyan, and yellow, respectively, cor-
respond to peaks detected in the 0.5 < z < 0.73, 0.73 < z < 0.93,
0.93 <z<1.15,1.15 <z < 143, and 1.43 < z < 2 redshift slices.

true y? distribution with 50 degrees-of-freedom traced by the
solid red line. The lower panel gives the distribution of our y>
variable for the same non-fiducial cosmology considered in the
lower panel of Fig. 3. As before, the observed histogram strongly
differs from the pure y? distribution. The fact that the histograms
differ even more than in the two-dimensional case illustrates our
increased ability to distinguish these cosmological models.

We quantify this gain with a Fisher analysis of the same cos-
mological parameters considered in the two-dimensional case.
The increase in the number of effective degrees-of-freedom in
the peak distribution drops the precision on our estimated covari-
ance matrix to 15%, calculated according to Taylor & Joachimi
(2014). Doubling the number of realizations to R = 300 would
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Fig. 7. Normalized y? distributions with respect to the covariance matrix
for 150 realizations of the fiducial cosmology with five source redshift
planes. Each of the five source planes is associated with 10 signal-to-
noise bins containing equal numbers of peaks. Black histograms trace
the distribution observed in the simulations and the red curve represents
a theoretical y? distribution with 50 degrees-of-freedom. The top panel
gives the distribution for the 150 realizations of the fiducial model. The
lower panel gives the distribution for the 50 realizations of the alternate
cosmology with €, increased by 10% from its fiducial value.

Table 4. Predicted cosmological parameter constraints for a Euclid-like
survey.

69 6(7'3

m

Unmarginalized
All galaxies 0.0012 (0.43%)  0.0018 (0.22%)
Tomography 0.0010 (0.35%)  0.0014 (0.17%)
Marginalized
All galaxies 0.0037 (1.34%)  0.0056 (0.69%)
Tomography 0.0018 (0.66%)  0.0026 (0.32%)

Notes. The numbers give 1o uncertainties and the corresponding rel-
ative percentages of the fiducial parameter values Q, = 0.272 and
s = 0.809.

provide 10% precision, a small gain compared to the computa-
tional time required to generate twice as many realizations. We
also verify that R = 50 realizations of the modified cosmologies
is sufficient for calculation of the derivatives of the mean counts:
as before, they are stable beyond 30 realizations. The constraints
from our tomographic analysis are given in Fig. 8 and listed in
Table 4, and they are compared to the two-dimensional case in
Fig. 9.
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Fig.8. Predicted joint conditional constraints on €, and oy for a
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respectively.
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Fig. 9. Fisher ellipses (at 10) for Q,, and o for a Euclid-like survey.
The blue dashed curve shows the joint conditional constraints without
tomography, while the solid red contour gives those when using tomog-
raphy with five redshift bins, demonstrating the important gain.

6. Discussion

A number of authors have investigated the potential of lensing
peak counts as a cosmological probe, although few have consid-
ered large Stage IV projects such as Euclid (Yang et al. 2011,
Maturi et al. 2011; Hilbert et al. 2012; Marian et al. 2012, 2013).
Kratochvil et al. (2010), for example, examined the difference in
the y? distributions from different cosmological models; how-
ever, it is difficult to make a direct comparison with our re-
sults since they varied a different set of cosmological parameters.
In their pioneering study of tomographic peak counts, Dietrich
& Hartlap (2010) considered a CFHTLS-like survey of about
180 deg?.

In this work we focus on a typical Stage IV survey charac-
terized by the redshift distribution of a Euclid-like survey, using
a suite of independent numerical simulations to examine pos-
sible cosmological constraints. Figure 9 and Table 4 quantify
gains in constraining power by using tomography. We improve
the marginal constraints on Qy, and og by more than a factor of
two over the two-dimensional (non-tomographic) analysis. As to
be expected, the conditional constraints are improved by smaller
factors: about 1.2 for Q, and 1.3 for og.

Among previous studies of peak-statistics, only Dietrich &
Hartlap (2010) and Yang et al. (2011) have applied tomography,
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the former maximizing the peak signal-to-noise given the red-
shift distribution of galaxies, and the latter placing source galax-
ies at either zg = 1 or zg = 2 and ray-tracing through simulations.
Dietrich & Hartlap (2010) demonstrated the gain from tomo-
graphic peak counts for a survey of 180 deg?. In their LSST-like
survey of 20000 deg?, Yang et al. (2011) noted an improvement
of the marginal constraints by factors of two to three when using
tomography, in qualitative agreement with our results.

We also note that the impact of shape noise is effectively re-
duced with tomography, in particular for the peaks generated by
structures at the higher redshifts. Binning the sources into red-
shift planes removes the shape noise contributed by foreground
galaxies that do not carry any signal on the higher redshift peaks.

We compare our conditional constraints to those obtained by
other authors. These vary over the range 0.0006 < dq,, < 0.0009,
according to Hilbert et al. (2012) and Marian et al. (2012, 2013),
and 0.0013 < ¢, < 0.0016, according to the same authors
and Maturi et al. (2011). While these studies differ in a num-
ber of respects, the agreement on the conditional constraints
among these authors and our results is very good. Indeed, we
reach (0q,,,00,) = (0.0012,0.0018) without tomography, and
(0.0010,0.0014) with tomography. The very small difference
from the literature can be attributed to our use of a slightly lower
survey area: 15000 deg? compared to 18 000 to 20000 deg? in
these other studies.

Finally, we note that some authors have examined con-
straints on other cosmological parameters. In particular, it has
been found that shear peaks have a good ability to constrain the
dark energy equation-of-state w (e.g., Yang et al. 2011; Hilbert
et al. 2012; Marian et al. 2012, 2013) and primordial non-
Gaussianity fyr (e.g., Maturi et al. 2011; Hilbert et al. 2012).

We also compare our forecasted constraints with those from
other cosmological probes, in particular from cluster abundance
studies. While some lensing peaks do arise from individual
clusters, peak statistics represent a more general description of
the matter distribution because many originate from projections
along the line of sight. Figure 10 compares our predicted con-
straints from tomographic peak statistics with those from current
galaxy cluster constraints as summarized by Allen et al. (2011).
The peak counts yield much tighter constraints than those from
the current cluster analyses, which is not surprising because we
are comparing present day cluster constraints to future lensing
counts.

A more pertinent comparison is between constraints pre-
dicted from cluster photometric sample for the Euclid survey
and the peak count constraints. This is shown in Fig. 11. The
cluster constraints have been evaluated by Sartoris et al. (2015)
for a Euclid cluster catalog considering the information provided
by cluster number counts. We note that, unlike what has been
done in Sartoris et al. (2015), constraints from clusters have
been performed by varying only the o and Q. cosmological
parameters and the 4 parameters that describe the bias, the scat-
ter of the observable mass relation, and their redshift evolution.
This has been done to compare in a more appropriate way the
constraints obtained from the clusters and those from the shear
peaks. The reduction in the number of free cosmological param-
eters explains why the cluster constraints shown in Fig. 11 are
smaller than those shown in Sartoris et al. (2015). We see that
the constraints from tomographic peak counts are weaker than
cluster counts by an order of magnitude when supposing that
the observable-mass relation is fully known a priori (blue dotted
ellipse). However, the shear-peak constraints are almost twice
as strong when not making any assumption on the scaling rela-
tion parameters and their evolution (green dash dotted ellipse).
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Fig. 10. Constraints from tomographic peak counts compared to current
galaxy cluster constraints, with contours giving the 1 and 20 confidence
limits. The violet shading represents constraints from the maxBCG
cluster catalog, blue those from WMAP-5, and the yellow their com-
bination; they have been adapted from Allen et al. (2011). The green
contours give the tomographic peak-count constraints for a Euclid-like
survey covering 15 000 square degrees.

In addition, it is worth noting that the shear-peak contours are or-
thogonal to the clusters when the observable-mass relation is not
known a priori. This essentially shows the value of using both
clusters and shear-peak statistics. As it is difficult to predict how
well we will be able to constrain the scaling relation, we show
here two extreme cases for the cluster constraints, with the idea
that the observational constraints should lie somewhere between
the blue and green ellipses. In particular, the green contours are
very conservative, as we could in principle already constrain the
scaling relation at redshift z = 0, which would reduce the errors
on the cosmological parameters.

We expect peak statistics to complement more standard two-
point lensing statistics. In fact, the study by Dietrich & Hartlap
(2010) suggests that peak statistics could yield tighter constraints
than the classical 2-point correlation function, a result expected
given that the peak statistics contain higher order correlations,
and later confirmed by, e.g., Marian et al. (2012, 2013). Peak
counts would also appear to be less affected by shape measure-
ment systematics than the shear power spectrum in the sense that
it is more difficult to reproduce the pattern necessary for peak
identification than to affect the amplitude of two-point correla-
tions. In similar vein, we expect that their respective sensitivi-
ties to photometric redshift uncertainties will not be the same.
Overall, the two methods will not share the same systematics
and therefore offer important complementarity.

7. Conclusion

We have found that shear peak statistics offer a potentially pow-
erful cosmological probe, in agreement with previous studies.
As an advance along these lines, our results clearly illustrate the
gain of using tomography in the framework of Stage IV dark
energy surveys, i.e., separating the source galaxies into redshift
planes and counting peaks to each plane. With tomography, we
improve the conditional (respectively, marginal) constraints by a
factor of 1.2 (resp. 2) on Q;;, and og.

For a large-area survey, typified here as that from a Euclid-
like mission, we estimate that the peak-count constraints are an
order of magnitude less powerful than those predicated from
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Fig. 11. Comparison of predicted constraints from Euclid clusters and
peak counts for a Euclid-like survey (1o confidence limits). The orange
ellipse traces the tomographic peak-count results. The blue dotted el-
lipse reports the constraints obtained from cluster number counts with
a 3o selection function assuming a perfectly known observable-mass
relation (see Sartoris et al. 2015). The green dash-dotted ellipse shows
the same cluster constraints but leaving the 4 scaling relation parame-
ters (bias, scatter, and their evolution) completely free to vary. We note
the change of scale and shift of fiducial parameter values from Fig. 10.

galaxy cluster evolution when the observable-mass relation is
fully known a priori, while they are twice as strong when not
making any assumption on this relation. The peak counts, how-
ever, have the great advantage of not relying on such a scaling
relation that may prove difficult to establish to high accuracy.
We have only explored the two parameters Q, and og in
the present study, but plan to extend to other parameters, in-
cluding the dark energy equation-of-state and primordial non-
Gaussianity in future work. Further topics warranting explo-
ration include the impact of various systematics, such as intrinsic
alignments, photometric redshift errors, and shape measurement
errors. These additional studies will quantify the extent to which
peak counts are complementary to cosmic shear measurements.
The primary technical challenge in application of peak
counts is the production of large suites of numerical simulations
to calculate both the expected mean number of peaks and their
covariance matrix over the cosmological parameter space. It is
not, however, unique to the counts: all lensing studies face the
same challenge because valuable signal, even in the two-point
statistics of cosmic shear, originates in the non-linear regime.
We therefore expect peak counts to accompany the more stan-
dard lensing measures in application to large lensing surveys.
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Chapter 4

Conclusions and Perspectives

In this 3-year thesis, I studied galaxy clusters and cosmology, based on two observables:
galaxy magnitudes and galaxy shapes.

With galaxy magnitudes, we were able to compute photometric redshifts, and then
galaxy luminosity functions. Investigating the behavior of GLF's for two galaxy popu-
lations within one of the largest cluster samples to date, we confirm in particular that
the GLF faint end for blue galaxies does not evolve with redshift, while the faint end for
red galaxies shows a drop at high redshift, which is more pronounced at higher redshifts.
This result means that clusters still evolve between z ~ 0.9 and today, and that the faint
blue galaxies are quenched into red passive ones.

Still using magnitudes, we computed the mass of the star component in groups and
clusters of galaxies. We showed that in the case of groups, the star component cannot be
neglected compared to the gas component, while it is often the case in clusters. Taking
both the galaxy and gas fractions into account, we constrain the matter density param-
eter Q.

Galaxy shapes enable us to calculate a weak lensing signal around massive objects.
We computed cluster masses in the redshift range of the DAFT/FADA survey (0.4 <
z < 0.9) from NFW fits to the shear profile of the background galaxies. Focusing on
large field of view images, we estimate the fraction of recent merging events, and detect
several filaments, observationally validating the hierarchical growth scenario for cluster
formation, and determining that this process is still at work in this redshift range.

Finally, we dropped the classical approach of using cluster counts for cosmological
studies, to focus on shear peaks, which correspond both to clusters and to chance align-
ments of multiple structures along the line of sight. Focusing on the case of the Fuclid
survey, we showed that this technique will provide cosmological constraints with similar
sensitivity to the cluster counting experiments, but without necessitating any knowledge
of the observable-mass relation. In addition, we quantified the gain of tomographic peak
counts over a 2-dimensional method.

All these results naturally raised some new questions. In the next paragraphs, I review
further developments that we either started, or plan to do in a near future.

108



Galaxy luminosity functions

In our study of cluster GLFs, we find that the faint end of the early type galaxies is
decreasing when redshift increases. We interpret this result as the evolution of late type
to early type galaxies, that enrich the red sequence from late to low redshifts.

However, we were not able to rule out the possible surface brightness selection effect
observed in De Propris et al. (2013). The authors claim that the drop at the faint end
of the high redshift early-type GLF could be due to the non detection of faint galaxies
above the sky noise, in ground based images. Indeed, they use HST data in their study
and therefore have a cleaner sky background and deeper observations. Artificially de-
grading the exposure time of their images resulted in the central surface brightness of
galaxies being fainter, and then in a decrease of the number of galaxies observed at faint
magnitudes. Note that galaxies are lost in the process, even when they are brighter than
the completeness limit, because their central surface brightness is no longer above the
detection threshold.

With the DAFT/FADA survey, we have the ability to verify this hypothesis. Indeed,
we have both HST and ground based data for the same clusters. A comparison of the
GLF of early type galaxies computed from the two different data sources will shed light on
this issue. Having only two filters with HST, we won’t be able to work with photometric
redshifts and will rely on color magnitude diagrams to select cluster members. Finding a
decreasing slope for the ground based GLF and a flat one for the space based GLF would
confirm that surface brightness selection effects are responsible for the observed drop. On
the other hand, finding a decreasing slope in both cases would rule out these effects.

Another subject worth investigating is the stellar mass function (SMF) of galaxy clus-
ters. The SMF is similar to the GLF but represents the galaxy mass distribution instead
of the galaxy luminosity distribution. Galaxy cluster and field SMFs have been exten-
sively studied recently (e.g. Bell et al. 2003; Tlbert et al. 2010; Vulcani et al. 2013) because
they compare better with theory and simulations than GLFs. However, one must suppose
a proxy to the mass, either a conversion ratio from luminosity as tabulated in Kauffmann
et al. (2003), or a value corresponding to the SED template if using photometric redshifts.
This assumption usually makes SMFs less robust than GLF's.

We would like to study the SMFs for the same sample as in Martinet et al. (2015),
and compare their behaviors with those of the GLFs. The masses of galaxies will be
obtained in the template fitting with LePhare when estimating the galaxy photometric
redshift. Finding the same trend for both functions would assess the robustness of both
methods, while differences would highlight some problems in the conversion of luminosity
to mass. A comparison with simulations will also be possible for the SMF's.

Fraction of baryons

In our study of the fraction of baryons, we found that low mass systems have a lower
baryon fraction than high mass clusters. We first thought that it could be explained by a
higher amount of intra cluster light (ICL) in groups. The ICL, also named diffuse light,
corresponds to the stars that have been expelled from galaxies into the ICM, and are
therefore not taken into account when measuring the magnitude of galaxies. As the ICL
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is mainly due to baryon astrophysical processes, its amount is likely to be higher in groups
than in clusters, as the gravitational potential well of groups is shallower. Evaluating the
necessary contribution of ICL, we found that it cannot explain this difference. However,
finding more ICL in groups could explain why the star fraction does not follow the same
trend in groups than in clusters. Indeed, if groups were only low mass clusters, their
stellar mass fraction should even be higher as seen in Fig. 1.2. The missing amount is
compatible with the ICL amount found in compact groups, that can reach up to ~50% of
the stellar mass when considering the BCG envelope (e.g. Da Rocha et al. 2008; Arnaboldi
et al. 2012).

Figure 4.1: Effect of star halos on ICL detection, as seen on the r-band MegaCam image
of NGC 1132, reduced with the Elixir-LSB pipeline.

To investigate the ICL in the studied groups we applied for telescope time at CFHT,
and were granted imaging for our 9 groups. As the surface brightness of the expected
ICL is very faint (u > 26 mag.arcsec™2), we used the Elixir-LSB pipeline on MegaCam
images. Elixir-LSB is a dithering pattern method that aims at properly estimating the
sky background, allowing to reach surface brightness as low as 28 mag.arcsec™2. This
observational technique is described in Duc et al. (2011). Unfortunately, the ICL low
surface brightness contribution is very close to the contribution of star halos due to the
reflections on the secondary mirror. This is illustrated in Fig. 4.1, where a prominent
star halo is found close to the group. Even when masking bright stars, fainter stars also
have halos which will wrongly contribute to the ICL estimate. Careful modeling of the
star halos would be needed in order to remove them from images. Another approach is
the building of a new telescope optimized to detect ICL, which would have an off-axis
design to avoid reflections on the secondary mirror. This is in particular the case of the
MESSIER project. Finally we can note that the problem of stars is not very relevant at
higher redshifts, where objects appear smaller and can be chosen far enough from dense
star regions (Guennou et al. 2012; Burke et al. 2012).
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3 arcmin

Figure 4.2: Fit to the BCG of AWM4, observed with MegaCam Elixir-LSB. Left cor-
responds to the observed image, Right to the modeled BCG with the second brightest
galaxy using IRAF /ellipse, and Middle to the image with the model subtracted. Colors
are chosen to better see the different levels of surface brightness.

In the case of our groups, we can thus only measure the ICL component found in the
BCG envelope, which can be modeled, even with the presence of stars, as shown by our
early results in Fig. 4.2. We use IRAF /ellipse to measure the surface brightness profile
of the BCG and estimate the fraction of light which is lost when measuring the galaxy
magnitude in a regular aperture. A detailed study of the BCGs in groups is currently in
preparation.

Weak lensing

Having detected filaments in several fields, at redshifts between 0.4 < z < 0.9, and having
developed an algorithm to study galaxy luminosity functions, it would be interesting to
combine these works, and compute the galaxy luminosity function inside filaments, to
compare it with those of clusters and of the field. This will require deep imaging of the
detected filaments, and also a study of closer filaments to measure their evolution with
redshift. Finally, recent simulations found that galaxies embedded within filaments have
their spin preferentialy aligned with the filaments for the low-mass galaxies and perpen-
dicular for high masses (Dubois et al. 2014). Observationally verifying this hypothesis
is important to evaluate the effect of this possible intrinsic alignment on cosmic shear
studies as shown in e.g. Codis et al. (2015).

In addition, I started new collaborations to work more specifically on shear measure-
ments, in the context of a post-doctoral position at the Argelander Institut fiir Astronomie
with Peter Schneider and Tim Schrabback. In particular we intend to study the effects
of color gradients and blending, two issues that have been neglected in previous shear
measurement challenges.

As already mentioned in Sect. 3.1.2, Semboloni et al. (2013) showed that in principle
it is possible to correct for color gradients to the Fuclid required accuracy, using about
40,000 galaxies observed with HST in two filters. However, the analysis of Semboloni et al.
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(2013) was simplistic in multiple aspects. Most importantly, it ignored the influence
of noise in the HST data. Also, it is currently unknown, how accurate instrumental
distortions in the HST data (e.g. the PSF and the impact of charge-transfer inefficiency)
need to be removed in order not to bias the color gradient calibration. It will be the
goal of this project to provide a more realistic color gradient analysis that accounts for
the noise, and to derive requirements on the HST data analysis that ensure a sufficiently
accurate color gradient calibration for Euclid. In addition to helping evaluate the required
number of galaxies, this calibration will estimate potential problems not seen in the
simulations. In particular, color gradients depend both on the galaxy sizes and redshifts,
two parameters that can only be probed with deep observations.

The blending issue requires a different approach. Indeed, this phenomenon has not
been studied in detail so far, and we usually resort to discarding galaxies that are too close
to each other when performing shape measurements. Using the same HST archive images,
one can quantify the effect of blending along with the proportion of blended objects.
Simulations might be necessary to reproduce the HST data with realistic substructures. A
technique to accurately measure the shape of blended objects would increase the number
of galaxies usable for the cosmological probe, boosting their efficiency. Several methods
can be tested, such as the fit of joint galaxy profiles.

Shear peak statistics

Our work on shear peaks can have several continuations, among which are the study of
additional cosmological parameters, and the adaptation to observational data.

We have only explored the two parameters {2y, and og in the present study, but plan
to extend our analysis to other parameters. In particular, it has been found that shear
peaks have a good ability to constrain the dark energy equation-of-state w (e.g., Yang
et al. 2011; Hilbert et al. 2012; Marian et al. 2012, 2013) and primordial non-Gaussianity
fxr (e.g, Maturi et al. 2011; Hilbert et al. 2012). This adaptation mostly requires extra
simulations, and a modification of the current SUNGLASS pipeline to include these pa-
rameters.

So far, shear peak statistics have only been investigated on simulations. Applying
it to real data is a challenge that has to be taken before using it on larger data sets,
such as Fuclid. In the Fisher formalism, the cosmological constraints are computed
from a comparison between the covariance matrix of the peak distribution calculated at
the fiducial cosmology and the derivatives of the peak signal-to-noise distribution with
respect to each cosmological parameter. Several strategies can be considered to apply
the method we developed to observations. In this first attempt, we plan to measure
the covariance matrix from the data, and to simulate the modified cosmologies, varying
one cosmological parameter at a time. We showed that 30 independent realizations of
each cosmology are required to have a reliable peak count derivative with respect to
each cosmological parameter. Hence, a large number of simulations will be needed to
explore the parameter space. To reduce this number, we plan to explore the cosmological
parameter space with an adaptive mesh, focusing on areas where we have priors from
e.g. Planck cosmological parameter values (Planck Collaboration et al. 2014), and then
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interpolate the final cosmological constraints.
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Figure 4.3: Constraints from 2-dimensional peak counts compared to current galaxy clus-
ter constraints, with contours giving the 1- and 2-o confidence limits. The violet shading
represents constraints from the maxBCG cluster catalog, the blue those from WMAP-5,
and the yellow their combination; they have been adapted from Allen et al. (2011). The
green contours give the 2-dimensional peak-count constraints for the proposed combined
set of data covering 2,000 square degrees.

I will use data coming from three different WL surveys: the Kilo Degree Survey
(KiDS, http://kids.strw.leidenuniv.nl/), the Canada-France-Hawaii Lensing Sur-
vey (CFHTLenS, http://www.cfhtlens.org/public/canada-france-hawaii-lensing-survey),
and the Red Cluster Sequence Lensing Survey (RCSLenS, http://www.rcslens.org/).
This will allow to probe an area of about 2,000 square degrees. Reduced imaging and
shear catalogs that I can use to detect the shear peaks are already available for these
surveys. However, since the data are taken from three different analyses, work is needed
to homogenize them. Indeed, the combination of data will require a normalization to the
same magnitude depth, and an investigation of observational biases, that could demand
accurate simulations of each data set. Note that masking should not be a tough problem
as long as we apply the same observational masks to the simulations.

To show the relevance of this study, I already computed the expected constraints
achievable with a 2-dimensional peak statistics survey of 2,000 deg?. Note however, that
this simulation is not optimal, as it is adapted from the Martinet et al. (2015, A&A
in press) Euclid study, and re-scaled to the 2,000 deg® area. In particular, the galaxy
density will be lower with ground based images, and this is why we prefer to show
non-tomographic constraints. The constraints should not be too far from the forecasts
presented in Fig. 4.3, which are compared with some of the best present observational
constraints using cluster abundances. This figure exhibits the tremendous increase in
precision that this work should achieve.
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Appendix A

Contribution to other papers

In this appendix, I review my contribution to the following papers:

1) Durret et al. (2015): Galaxy clusters in the SDSS Stripe 82 based on pho-
tometric redshifts (Sect. A.1),

2) Adami et al. (2015): Two spectroscopically confirmed galaxy structures at
z = 0.61 and 0.74 in the CFHTLS Deep 3 field (Sect. A.2),

3) Guennou et al. (2014a): Structure and substructure analysis of DAFT/FADA
galaxy clusters in the [0.4-0.9] redshift range (Sect. A.3).

These contributions allowed me to work with different researchers, to apply and test
some of the algorithms I developped to other data sets, and to obtain a better under-
standing of the galaxy cluster field.

A.1 Article 1: Durret et al. 2015

In this section, I review my contribution to the Durret et al. (2015) paper: Galaxy
clusters in the SDSS Stripe 82 based on photometric redshifts.

In this study, we detect galaxy clusters in the Stripe 82 region of the SDSS, and analyze
optical properties of these clusters. The detection is based on isolating over-densities in
photometric redshift slices, using the Adami & Mazure Cluster Finder (Adami & Mazure
1999), and then separating structures through a minimal spanning tree. Stacking the
detected galaxy clusters, we compute composite galaxy luminosity functions, and estimate
the disk-to-spheroid flux ratio, both in different redshift slices from z = 0.15 to 0.70.
Applying the same detection algorithm to the Millennium simulation, we find that these
clusters are of masses between ~ 10 and a few 10M,. The GLFs are typical of
those of clusters at these redshifts, but with a possible contamination from field galaxies,
that could be due to false detections. The morphological study shows an increase of the
early-type fraction from high redshift until today.

My main contribution to this paper is the computation of the GLF's, following the
method described in Martinet et al. (2015). Cluster members are selected according
to their photometric redshifts. Field galaxies measured in regions where no cluster is
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detected are subtracted. The completeness limit is estimated using the SDSS appar-
ent magnitude limit converted into an absolute magnitude limit, correcting from the k-
correction at each studied redshift. Stacked GLF's are fitted with Schechter functions, the
parameters of which are discussed. The Stripe 82 being less deep than the DAFT/FADA
images, the high redshift faint end is difficult to discuss, while in the lower redshift bins
the faint end shows a decrease. This drop of faint early-type galaxies is a bit too strong at
these redshifts compared to the GLFs from Martinet et al. (2015), and a contamination
from field galaxies, which show a more decreasing faint end slope (Zucca et al. 2006), is
probable.
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ABSTRACT

Context. The discovery of new galaxy clusters is important for two reasons. First, clusters are interesting per se, since their detailed
analysis allows us to understand how galaxies form and evolve in various environments and second, they play an important part in
cosmology because their number as a function of redshift gives constraints on cosmological parameters.

Aims. We have searched for galaxy clusters in the Stripe 82 region of the Sloan Digital Sky Survey, and analysed various properties
of the cluster galaxies.

Methods. Based on a recent photometric redshift (hereafter photo—z) galaxy catalogue, we built a cluster catalogue by applying the
Adami & MAzure Cluster FInder (AMACFI). Extensive tests were made to fine-tune the AMACFI parameters and make the cluster
detection as reliable as possible. The same method was applied to the Millennium simulation to estimate our detection efficiency and
the approximate masses of the detected clusters. Considering all the cluster galaxies (i.e. within a 1 Mpc radius of the cluster to which
they belong and with a photo—z differing by less than +0.05 from that of the cluster), we stacked clusters in various redshift bins to
derive colour—magnitude diagrams and galaxy luminosity functions (GLFs). For each galaxy brighter than M, < —19.0, we computed
the disk and spheroid components by applying SExtractor, and by stacking clusters we determined how the disk-to-spheroid flux ratio
varies with cluster redshift and mass.

Results. We detected 3663 clusters in the redshift range 0.15 < z < 0.70, with estimated mean masses between ~ 10'3 and a few
10 M,. We cross-matched our catalogue of candidate clusters with various catalogues extracted from optical and/or X-ray data.
The percentages of redetected clusters are at most 40% because in all cases we detect relatively massive clusters, while other authors
detect less massive structures. By stacking the cluster galaxies in various redshift bins, we find a clear red sequence in the (g’ — ')
versus 7’ colour-magnitude diagrams, and the GLFs are typical of clusters, though with a possible contamination from field galaxies.
The morphological analysis of the cluster galaxies shows that the fraction of late-type to early-type galaxies shows an increase with
redshift (particularly in 90 clusters) and a decrease with detection level, i.e. cluster mass.

Conclusions. From the properties of the cluster galaxies, the majority of the candidate clusters detected here seem to be real clusters

with typical cluster properties.

Key words. Surveys ; Galaxies: clusters: general; Cosmology: large-scale structure of Universe.

1. Introduction

The cluster count technique (e.g. Gioia et al. 1990, Allen et al.
2011) is used to constrain cosmological parameters, and requires
catalogues with large numbers of clusters at various redshifts,
including high redshifts (z>1), and in extended fields of view
(several tens of square degrees). This is why, with the advent of
large cameras on 4m class telescopes, cluster searches at optical
wavelengths have increased in number and redshift depth over
these last ten years (see e.g. Durret et al. 2011b and references
therein).

Several techniques have been applied to search for clus-
ters, among which we particularly want to mention the ORCA

Send offprint requests to: F. Durret e-mail: durret@iap. fr

(Overdense Red-sequence Cluster Algorithm) method, devel-
oped for the Panoramic Survey Telescope and Rapid Response
System (Pan-STARRS) described in detail by Murphy et al.
(2012) and applied by Geach et al. (2011, hereafter GMB; see
below) to the same Stripe 82 region used in the present paper.
Other cluster searches were based on the red sequence in the
colour magnitude diagram (Erben et al. 2009, Thanjavur et al.
2009). Among other techniques used to search for clusters in
large imaging surveys, a matched filter detection algorithm was
applied to the Canada France Hawaii Telescope Legacy Survey
(CFHTLS) Deep fields (Olsen et al. 2007, 2008, Grove et al.
2009, Milkeraitis et al. 2010). The combination of optical and
infrared imaging surveys has recently led to the discovery of
many high redshift (z > 1.1) groups and clusters (Bielby et
al. 2010). Lensing techniques were employed to detect massive
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structures (i.e. with masses larger than 10'* My,) in the CFHTLS
(e.g. Cabanac et al. 2007, Gavazzi & Soucail 2007, Bergé et al.
2008, Limousin et al. 2009). More recently, weak lensing mass
measurements were made for clusters in part of the CFHTLS
Wide survey (Shan et al. 2012). A Bayesian cluster finder has
been applied to detect galaxy clusters in the CFHTLS by Ascaso
et al. (2012) and in the Deep Lens Survey by Ascaso et al.
(2014). Van Breukelen & Clewley (2009) developed yet another
algorithm, named 2TecX, to search for high redshift clusters in
optical/infrared imaging surveys. This method is based on pho-
tometric redshifts (hereafter photo—zs) estimated from the full
redshift probability function and on the identification of cluster
candidates by cross-checking two different selection techniques
(adaptations of the Voronoi tessellations and of the friends-of-
friends method). The most recent technique, redMapper, has
been developed by Rykoff et al. (2014) and applied to the SDSS
DRS.

Geach et al. (2011) have searched for clusters in Stripe 82,
a region of the Sloan Digital Sky Survey (SDSS) covering a
surface of 270 deg? across the celestial equator in the Southern
Galactic Cap (-50° < e < 59°, 18] £ 1.25°). They found 4098
clusters up to redshift z ~ 0.6 with a median redshift z=0.32. To
do this, they applied an algorithm that searches for statistically
significant overdensities of galaxies in a Voronoi tessellation of
the projected sky. They define a cluster as having at least five
galaxy members, so we expect them to detect a higher number of
clusters than that obtained with our method. Geach et al. (2011)
published a full cluster catalogue, allowing us to compare our
results directly to theirs.

We have developed a method to search for clusters in
large multiband imaging surveys: AMACFI (Adami & MAzure
Cluster Flnder, Adami & Mazure 1999). We have applied it to
the CFHTLS Deep and Wide fields (Mazure et al. 2007, Adami
et al. 2010, Durret et al. 2011b, hereafter M07, A10, and D11,
respectively). We have recently confirmed spectroscopically two
clusters at z = 0.61 and z = 0.74 detected in the CFHTLS Deep 3
field (Adami et al. 2015a), and a third one at z = 0.53 (Adami et
al. 2015b), and this gives us yet more confidence in our method.
We have also applied AMACEFI to the Stripe 82 data and present
our results below.

We must keep in mind that all these cluster searches pro-
duce lists of cluster candidates. It is therefore important to see
whether different methods lead to the same cluster detections,
and we will therefore compare our list of cluster candidates with
other available cluster catalogues.

The paper is organized as follows. The data and method used
to search for clusters is briefly summarized in Section 2. Results
on cluster candidates are described in Section 3: catalogue and
redshift distribution. In Section 4 we compare our cluster candi-
dates to those found with other detection algorithms. By stacking
clusters in redshift bins of 0.1, we obtained colour-magnitude
diagrams and galaxy luminosity functions, and discuss these re-
sults in Section 5. We then compute in Section 6 the fraction of
early- to late-type galaxies in stacked clusters as a function of
redshift and of cluster mass. A brief discussion and conclusions
are given in Section 7.

In this paper we assume Hp = 70 km s~! Mpc™!, Q,,=0.3,
Qx=0.7.

2. Data and method

The SDSS has obtained many scans in the so-called Stripe 82
(hereafter S82) field, defined by right ascension approximately
in the range 310° — 59° and declination |5] < 1.25° (J2000). Five
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Fig.1. Photometric redshift histogram for the initial sample
of 13,621,717 objects (black) and for the selected sample of
6,110,921 objects with z,,; < 0.75 (red).

photometric bands are available: u’, g’, ', i, and Z’. These re-
peated observations have been averaged to produce deeper and
more accurate photometry than the nominal 2% single-scan pho-
tometric accuracy (Ivezié¢ et al. 2004).

2.1. Stripe 82 catalogues

We started with the Msplit catalogue of 13,621,717 objects avail-
able in the SDSS database. For each object this catalogue con-
tains the SDSS identification (19 digit number), right ascension,
declination, photo—z, and error on the photo—z made by Reis et
al. (2012), and is limited in magnitude to +* < 24.5. The photo—z
histogram of these 13,621,717 objects is shown in Fig. 1. To
avoid incompleteness (which becomes apparent in Fig. 1 for
Zphor ~ 0.8), we cut this catalogue at z,,,, < 0.75 and were then
left with 6,110,921 objects. This photo—z catalogue was used to
detect cluster candidates.

As a check to the quality of the Reis photo—z catalogue,
we cross-correlated it with the SDSS spectroscopic catalogue,
SpecObj table of the recent data release DRI12. The result is
shown in Fig. 2 for 105,613 galaxies. For the difference |z, reis —
zs| between the Reis photo—zs zj reis and the spectroscopic red-
shifts z;, the mean value is 0.027, the median is 0.016, and
the standard deviation is 0.047. As a comparison, we made the
same correlation between the DR 12 photo—zs extracted from the
Photoz table and the spectroscopic redshifts |z, pri2 — z,| and
found a mean value of 0.038, a median of 0.023, and a standard
deviation of 0.053. This confirms that the Reis photo—z cata-
logue is better than the general Photoz DR12 catalogue, and we
will therefore use the Reis catalogue for our analysis. The fact
that there are very few spectroscopic redshifts above z ~ 0.8 to
calibrate the photo—zs justifies our cut at z,u, = 0.75.

We also retrieved the dereddened magnitude catalogue of
8,485,885 objects (Annis et al. 2014) which we later cross-
correlated with the photo—z catalogue to obtain a complete cata-
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Fig. 2. Spectroscopic redshifts in the S82 region taken from
SDSS DR12 versus photometric redshifts from Reis et al. (2012)
for 105,613 galaxies. The blue line shows the diagonal of the
square.

logue of 4,999,968 galaxies that was fed into the Le Phare soft-
ware (Arnouts et al. 1999, Ilbert et al. 2006) to compute the ab-
solute magnitudes that we will exploit further in the paper.

We first considered the curves shown in Fig. 8 of Annis et
al. (2014) to estimate the 90% completeness limit of our mag-
nitude catalogue. These give the following approximate val-
ves: u;, =23.1, g, =22.8, r;, =22.4, ij =22.1, and z;, =20.4.
However, when drawing the magnitude histograms in the five
photometric bands (see Fig. A.1) and superimposing these limits
(marked as dotted vertical lines), we found that although in the
u’ and g’ bands the Annis limits seemed acceptable (i.e. brighter
than the magnitude when incompleteness becomes obvious), in
the 7" and i’ bands these limits were obviously too faint while in
the 7’ band the limit was too bright. We therefore take the follow-
ing (rather conservative) 90% completeness limits: u;,, =23.0,
g;im=22.8, rl’im=22.1, i;im=21.5, and z;im=21.2 (marked as full
vertical lines in Fig.A.1).

2.2. Method for cluster detection
2.2.1. Overall description of the method

We applied to this photo—z catalogue the same treatment as in
MO7, A10, and D11, where a full description is given. This
method has also been applied by A10 to the Millennium sim-
ulation (Springel et al. 2005) to assess the quality of the detec-
tions and to obtain a rough estimate of the relation between the
cluster masses and the significance level at which clusters were
detected. We have done the same for the S82 data, as described
below.

We first divided the photo—z catalogue in slices of 0.1 in red-
shift, each slice overlapping the previous one by 0.05 (i.e. the
first slice covers redshifts 0.1 to 0.2, the second 0.15 to 0.25,
etc. and the last slice is 0.65-0.75). As discussed by A10, the
0.1 redshift width of the studied slices is the best compromise
between the redshift resolution and the possible dilution of the
density signal due to typical photometric redshift uncertainties.
Then, to make the data manageable (in ram-active CPU mem-
ory), each subcatalogue was then divided into slices of 1.1 deg

in right ascension, with an overlap of 0.1 deg between slices. No
cut was made in declination.

We built galaxy density maps for each redshift slice, based
on the adaptative kernel technique described in M0O7, with a pixel
size (originally taken to be 1 arcmin) that will be discussed be-
low and 100 bootstrap resamplings of the maps to estimate the
background level correctly.

We then detected structures in these density maps with the
SExtractor software (Bertin & Arnouts 1996) in the different red-
shift bins at various significance levels: 30, 407, S0, 60, and 9o
(as defined by SExtractor).

The structures were then assembled in larger structures
(called detections in the following) using a minimal spanning
tree friends-of-friends algorithm (see Adami & Mazure 1999).
Two detections with centres distant by less than 2 arcmin (twice
the pixel size defined originally) were merged into a single one
which was assigned the redshift of the detection having the high-
est S/N. We did not merge detections within 2 arcmin into a
single one if their photometric redshifts differed by more than
0.09 to avoid losing clusters that could be almost aligned along
the line of sight but located at very different redshifts. With this
separation limit (hereafter called the separation parameter), the
typical uncertainty on cluster positions is therefore about 2 ar-
cmin. This respectively corresponds to 310 kpc and 860 kpc at
z = 0.15, the lowest redshift, and z = 0.7, the highest redshift in
our cluster sample. We also briefly discuss below the influence of
the choice of this separation limit on the final cluster catalogue.

2.2.2. Choice of pixel size for the density maps and of the
separation parameter

We initially built galaxy density maps for each redshift slice,
with a pixel size of 1.002x 1.002 arcmin?. With this pixel size we
obtained a cluster catalogue containing 956 clusters in the red-
shift range of 0.15-0.7. Since S82 covers an area of 270 deg?, the
spatial density of this catalogue is 956/270 = 3.54 clusters deg 2,
while if we consider the clusters detected in the CFHTLS—
Wide 1, Wide 2, Wide 3, and Wide 4 (D11) in the same redshift
range (0.15 < z < 0.70), we find respective densities of 17.0,
15.9, 14.8, and 16.6 clusters deg‘z, using a pixel size of 0.54 ar-
cmin and a separation parameter of 3 arcmin. When the search
for clusters in the CFHTLS was made, the separation parame-
ter was still an angle, while in the minimal spanning tree code
we now implement a separation in Mpc, which is more physi-
cal. So our detection level in S82 was smaller than that of the
CFHTLS-Wide by a factor between 4.2 and 4.8. A first expla-
nation could be that the S82 catalogue is shallower than that of
the CFHTLS, and does not reach similar redshifts and/or magni-
tudes. However, if we compare the galaxy photo—z histogram of
the S82 to that of the CFHTLS Wide survey (Fig. 2 in D11, black
line), we can see that the S82 histogram starts decreasing for
z>0.85, while the CFHTLS—Wide starts decreasing for z>0.90,
so the photo—z completeness limit of S82 is lower than that of
the CFHTLS-Wide only by ~ 0.05. If we compare the magni-
tude completeness limits of the two surveys, the S82 90% com-
pleteness limit is reached for r~ 22.1 according to Annis et al.
(2014). In the CFHTLS-Wide, incompleteness begins to show
for i’ ~ 23.5, which corresponds to r’ between 22.5 and 23 (for
an elliptical galaxy at redshift 0.2 or 0.5, respectively), showing
that the S82 catalogue is shallower that the CFHTLS—-Wide only
by approximately half a magnitude. So the discrepancy by a fac-
tor of 4 between the density of clusters detected with AMACFI
in the two surveys seems too large to be explained only by their
difference in depth. This led us to question our method and to
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make several tests, first on the pixel size chosen to compute the
density maps on which our cluster detection is based, and second
on the separation parameter.

Since the CPU time necessary to compute density maps in-
creases dramatically as the pixel size decreases (and hence the
number of pixels increases), we made the following tests on
a subregion of S82 covering 1 <RA< 10 deg, with the full
declination range |[6] < 1.25°. We considered pixel sizes of
30 x 30 arcsec?, 15 x 15 arcsec?, and 10 x 10 arcsec®. As the
pixel size decreases, the number of structures detected increases,
so the completeness of the cluster catalogue increases. However,
we must be careful not to start detecting very small structures
that cannot be clusters, because in this case the purity of the
cluster catalogue will decrease.

As mentioned above, we took a separation parameter of
2 Mpc. Since the separation parameter could have an influence
on the number of candidate clusters detected, we made tests with
separation parameters of 1 Mpc, 2 Mpc, and 3 Mpc, and the re-
sults are given below.

We also tested how the quality of the photo—zs could in-
fluence the numbers of candidate clusters detected by applying
two different selections. First, we considered only the galaxies
with an error 6;, < 0.1 on their photo—z. Such a cut reduces
the number of galaxies with photo—z < 0.75 from 6,110,921
to 2,458,235, and therefore excludes 59.8% of the galaxies.
Second, we considered only the galaxies with a relative error
smaller than 50%: ¢,,/z, < 0.5. In this case, the total number
of galaxies drops from 6,110,921 to 4,469,271, and thus we ex-
clude 26.9% of the galaxies.

In order to have an objective criterium for the choice of the
cluster detection parameters, we considered the plots showing
the cumulative number of clusters hotter than 2 keV expected
in a region of 800 deg? for different cosmologies as a function
of redshift, taken from Romer et al. (2001), Fig. 5b. The mass-
temperature relation of Xu et al. (2001) implies that kT>2 keV
corresponds to clusters of masses M,209 > (1.2 —1.6) X 10" M.
As a first test, we overplotted on these curves the densities of
clusters detected by D11 in the four CFHTLS Wide fields. We
found a very good agreement between our cluster densities and
the Romer curves for Qy = 0.3 when considering the clusters
detected at 40~ and above, as illustrated in Fig. 3 (top). We then
overplotted on the same curves the densities of clusters detected
at a 40 level in a subregion of S82 defined by 1 <RA< 10 deg
and |6] < 1.25° for the nine cases summarized in Table 1.

In Table 1, for each case we give the pixel size chosen to
compute the density maps and the “separation”, that is the min-
imum value above which two detected structures are considered
to be different if they differ by more than 0.09 in redshift. In
some cases we have also applied a cut based on the error on the
photo—z.

We now compare the numbers of clusters detected at a 40
level and higher in Stripe 82 to the Romer et al. (2001) curves,
as shown in Fig. 3 (bottom). First, we can see that our original
choice of parameters (case 1) leads to a number of clusters that
is much too small. Pixel sizes of 30 x 30 arcsec? (case 2) and
15x 15 arcsec? (case 5) also lead to too few clusters. If we take a
separation equal to 1 Mpc or 3 Mpc (cases 4 and 7, respectively),
the numbers of clusters fall clearly above and below the Romer
curve, so we decided to keep a separation of 2 Mpc. The number
of clusters detected in case 8 is also much too small. The best
match with the Romer et al. curves is obtained for cases 3, 6,
and 9. In order to keep our sample as similar as possible to the
cluster sample extracted in the CFHTLS-W, we chose to make
the cluster detection on the full catalogue (limited to z, < 0.75,
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Fig. 3. Cumulative number of clusters hotter than 2 keV expected
in a region of 800 deg? for different cosmologies as a function
of redshift, taken from Romer et al. (2001), Fig. 5. The numbers
of clusters in the four CFHTLS—Wide fields are shown in the
top figure, and the numbers detected in Stripe 82 for the various
cases described in Table 1 (see text) are plotted in the bottom
figure. Only clusters detected at a 40 level and above are taken
into account.

but with no condition on the photo—z error) with a pixel size of
10 x 10 arcsec? and a separation of 2 Mpc (case 3).

In this way we obtained a final catalogue of 3663 candi-
date clusters detected at a significance level from 3o to 9o This
catalogue— including for each cluster the coordinates, photo—z,
detection level and number of cluster galaxies— will be available
at the VizieR interface of the Simbad database'.

3. Cluster catalogue

3.1. Significance level and spatial distribution of the
candidate clusters

In the catalogue of 3663 cluster candidates, the numbers of clus-
ters detected at the various significance levels of 30, 40, 50,
60, and 90 are: 1133, 792, 623, 820, and 295, respectively. In
Sections 5 and 6 we concentrate on the properties of the 2530
clusters detected at 40~ and above to limit our analysis to the
objects that are the most likely to be real clusters.

! http://vizier.u-strasbg.fr/viz-bin/VizieR
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Table 1. Cases considered in the various tests on cluster detec-
tion parameters. The columns are: (1) running number of test;
(2) pixel size chosen to compute the density maps; (3) separa-
tion, that is the minimum value above which two detected struc-
tures are considered to be different if they differ by more than
0.09 in redshift; (4) cut depending on the photometric redshift
uncertainty when applicable.

Case pixel size separation cuton z,
(arcsecx arcsec) (Mpc)
1 60x60 2 -
2 30%x30 2 -
3 10x10 2 -
4 10x10 1 -
5 15%x15 2 -
6 10x10 2 Azy/z, <05
7 10x10 3 Azy/z, <05
8 10x10 3 Az, <0.1
9 10x10 3 -
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Fig. 4. Projected spatial distribution of the 3663 candidate clus-
ters, colour coded as follows: red squares: S/N=90, magenta
filled triangles:S/N= 60, green filled circles: S/N= 50, cyan
empty triangles: S/N= 40, black crosses: S/N= 30

The projected spatial distribution of all the detected clusters
is shown in Fig. 4 with different symbols for the various signif-
icance levels. We can see concentrations of candidate clusters
at the edges in declination, for |6] ~ 1.1 — 1.2, which are most
probably spurious detections. We keep these objects in our final
catalogue for the sake of completeness, but we note this short-
coming.

3.2. Redshift distribution of the candidate clusters

The photometric redshift distribution of the 3663 candidate clus-
ters detected in S82 in the redshift range 0.15-0.7 (divided by
270 deg? to obtain a surface density directly comparable to those
found in the literature) is shown in Fig. 5. This photo—z distri-
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Fig. 5. Histogram of the surface density of cluster candidates in
S82 as a function of photometric redshift.

400 T T ‘ T
300
200
100

Q
300
200

n
©100

4(;])

£250

5200

w150

©100
5 50
9250
5200

2150

100
50

Q
60
40
<0

o H\‘\H‘\H‘\ HH‘HH‘HH‘HH‘HH HH‘HH‘HH‘HH‘HH HH‘HH‘HH‘H HH‘HH‘HH‘HH

o

0.2 0.4 0.6
photo—=z

Fig. 6. Photometric redshift histograms of the 3663 candidate
clusters detected in S82 for various detection significance levels
(indicated in each plot, together with the corresponding number
of clusters in parentheses). For clarity, the scale of the y-axis is
not the same for each plot.

bution has a mean value of 0.51 and a median of 0.53, with dis-
persions of 0.15 around these values. The median redshift of our
clusters is notably higher than the median redshift z=0.32 found
by Geach et al. (2011) for their sample of 4098 clusters, and the
comparison between both samples will be made in Section 4.

The photo—z histograms for clusters detected at different sig-
nificance levels are shown in Fig. 6.
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Table 2. Percentages of Millennium haloes detected with our
method as a function of lower mass cutoff. The columns are:
(1) halo mass in units of 10'> Mg; (2)-(7) percentages of rede-
tected haloes in the following redshift intervals: z1 : z < 0.2,
72:02<2<03,3:03<z<04,74:04<72<0.5,

725:05<z<0.6,andz6: 0.6 < 7 <0.8.

Mpao 2zl 2 B3 @4 5 z
250 - 100 66 33 20

65 66 68 54 10 5

20 75 68 59 2 1

75 76 63 67 2 1

3.0 67 64 59 1 1

SO O OO

3.3. Cluster masses

By applying the same detection method to the Millennium sim-
ulation, we have shown (see A10, Table 2) that there is a rough
correspondence between the cluster detection level and its mass.
We have redone the same exercise, selecting data from the
Millennium simulation and adapting them to the conditions of
the S82 data analysed here, in terms of photometric redshift pre-
cision and photometric catalogue depth.

We ran AMACEFI on this catalogue, exactly in the same way
as for the S82 galaxy catalogue, and detected 30 structures.
The percentages of detected haloes are given in Table 2 for five
classes with masses ranging from 3.0x 10'> Mg, to 2.5x 10'* M,
in six redshift bins: z < 0.2,0.2 < 7 < 03,03 <z < 04,
04<z<05,05<72<0.6,and 0.6 <z<0.8.

We can see that for all the haloes the percentage of detec-
tions is larger than about 60% up to z ~ 0.4. In the next redshift
bin, this percentage drops to 33% and 10% for the two most
massive haloes and becomes extremely low for the three least
massive haloes. The corresponding orders of magnitude for the
masses are that clusters detected at 30~ and 40~ have masses in
the approximate range [10'% — 10'* M, ], while clusters detected
at 60 have masses larger than 1014 M. As in A10, because
the Millennium simulation only covers an area corresponding to
1 deg?, it includes no cluster corresponding to a 9o detection in
our study, so we cannot estimate the typical mass of the clusters
detected at a 90 level; all we can say is that these clusters must
have masses larger than 10'* M.

By varying the detection parameters used in SExtractor, we
estimate that the errors on these halo masses are of the order of
5%.

3.4. Cluster spatial density

We found 3663 clusters in a region of about 270 deg? in the red-
shift range 0.15-0.70, which gives a detection rate of about 13.6
clusters per square degree. Geach et al. (2011) detected 3896
clusters in the same redshift range, corresponding to about 14.4
clusters per square degree, a detection rate 1.06 times higher than
ours. This small difference is most probably due to the fact that
they call “a cluster” any structure with five galaxies or more. The
application of our cluster detection method to the Millennium
simulation shows that the minimum mass of a 30~ detected clus-
ter is ~ 10'3 My, and we therefore do not detect less massive
structures.

We can also compare the cluster density that we find in S82
with that found in the four CFHTLS Wide fields. In these fields,
we have detected 4061 candidate clusters at 30~ and above, cor-
responding to between 21 and 28 clusters per square degree
(depending on the field considered), reaching redshift 1.15 (see

Table 3. Common systems in our cluster catalogue and in other
optically and X-ray selected cluster catalogues within a search
radius of 2 Mpc. The percentages of recovered systems in the
published catalogues are given in parentheses.

CatalOgue Zphot range NCIG NCIG,match NCIG,mut('h

Az < 0.05 Az <0.1
GMB 0.15<7z,<0.70 3896 472 (12%) 838 (22%)
WHL12 0.15<2,<0.70 2901 538 (19%) 838 (29%)
RedMaPPer  0.15<z, <055 665 188 (28%) 268 (40%)
XCS-DR1 0.15<2,<0.70 28 5 (18%) 7 (25%)
XMM/SDSS  0.15 <z, < 0.68 30 5(17%) 6 (20%)

D11). The corresponding cluster densities for 0.15 < z < 0.7 are
between 14.8 and 17.0 clusters per square degree. The cluster
density detected in S82 is therefore of the same order of magni-
tude as in the CFHTLS, as seen from the comparison of Fig. 5
in the present paper with Fig. 7 (bottom) in D11.

3.5. Number and magnitude distributions of the cluster
galaxies
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Fig. 7. Magnitude histogram of the cluster galaxies in the r band.

We define cluster galaxies as the galaxies located within a
circle of 1 Mpc radius around each cluster and within +0.05 of
the redshift of the cluster to which they belong. The magnitude
histogram of the 113,411 cluster galaxies in the r band is shown
in Fig. 7.

4. Comparison with optically and X-ray detected
clusters in S82

We have cross-correlated our catalogue of candidate clusters
with several catalogues extracted from optical and/or X-ray
data: GMB, WHL12 (Wen et al. 2012), RedMaPPer (Rykoff et
al. 2014), XCS-DR1 (Mehrtens et al. 2012), and XMM/SDSS
(Takey et al. 2013, 2014). The matching criteria were a linear
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separation smaller than 2 Mpc and a redshift difference smaller
than 0.05 or 0.1 (see e.g. Hao et al. 2010). The numbers of clus-
ters in common are given in Table 3.

Geach et al. (2011) detected 4098 clusters in the S82 region,
but with a different definition, since they consider that a cluster
begins with five galaxies. The number of recovered clusters from
the GMB catalogue is 22%, a rather low number. This can be ex-
plained by the fact that 73% of the GMB clusters have less than
ten members, while the clusters in our sample with the lowest
richness have several tens of galaxies.

The rather low number of recovered clusters from the
WHLI12 catalogue (29%) can be explained in the same way: 30%
of the clusters in WHL12 have 10 members or fewer (in the 7/,
radius), and 86% have 20 members or fewer, so WHL12 detect
clusters that are mostly less massive than ours.

In the RedMaPPer catalogue, Ryckoff et al. (2014) give two
parameters (A and S) that can be used to determine the number
of cluster galaxies N = A/S, where N is in the range 20-203.
About 64% of their clusters have N < 30 and their cluster masses
are M,200 > 10'* M. We recover 40% of their clusters.

Since the detection of our candidate clusters as diffuse X-ray
sources would be an obvious way to confirm that they are real
clusters, we also correlate our detections with the XCS-DR1 cat-
alogue (Mehrtens et al. 2012). This X-ray catalogue has 41 clus-
ters in the S82 region (as defined in Section 1), among which 28
are in the same redshift range as ours. Our matching percentage
is 25%.

A similar survey to the XCS is the 2XMMi/SDSS galaxy
cluster survey (Takey et al. 2011, 2013, 2014) that provided 35
clusters in the S82 region. Of these, 30 clusters are almost in
the same redshift range [0.15-0.68] as our S82 cluster candi-
dates. About 70% of these clusters have masses Mspy < 10'* Mo,
With our cross-matching criteria, we have recovered 20% of the
2XMMi/SDSS clusters that are in the S82 region and in the red-
shift range 0.15-0.68.

Other observational biases can, however, be present. X-ray
serendipitous surveys such as the XCS and 2XMMi/SDSS make
use of existing XMM observations for which the main targets are
most of the time not the detected clusters. For example, bright
stars or large nearby galaxies can have been targeted, and this
would obviously result in a large masking percentage of the S82
optical data, potentially preventing us from detecting the X-ray
extended structure as a galaxy concentration. In addition, these
serendipitous surveys of clusters avoided the clusters (usually
the massive ones) that were targets of pointed XMM-Newton
observations. All these observational biases reduce the recov-
ered fraction of the X-ray selected clusters. It is worth perform-
ing a detailed comparison of X-ray clusters and our S82 clusters
similar to the X-CLASS-redMaPPer galaxy cluster comparison
(Sadibekova et al. 2014). We therefore plan in the near future to
make this detailed comparison.

5. Properties of stacked clusters

In this section we will limit our analysis to the 1738 clusters de-
tected at 5o and above, and to galaxies within a radius of 1 Mpc
of a cluster and with a photo—z within +0.05 of that of the corre-
sponding cluster for two reasons: first, to avoid having too much
contamination by galaxies that do not belong to the clusters, and
second to derive galaxy luminosity functions (GLFs) in redshift
bins of width 0.1 that do not overlap.

5.1. Colour-magnitude diagrams

We first derive colour-magnitude diagrams by stacking galax-
ies in photometric redshift bins. The red sequence is apparent in
all colour-magnitude diagrams, but the (g — r) versus r’ colour-
magnitude diagram is the one that shows the smallest dispersion,
and so we use it to select cluster galaxies and build GLFs. We
show these diagrams in five redshift bins in Figs. 8 and 9, respec-
tively, before and after background correction (see Section 5.2.2
for explanations on the method used to subtract the background
contribution).

The fact that we detect a red sequence shows that we have se-
lected galaxies with similar star formation histories that belong
to well-assembled structures, and therefore that our candidate
clusters are mostly old galaxy structures. As seen in these fig-
ures, the red sequence defined by the cluster galaxies is in good
agreement with the predictions of the Bruzual & Charlot (2003)
model.

5.2. Galaxy luminosity functions

5.2.1. Computing absolute magnitudes and 90%
completeness limits

In order to be able to stack the cluster GLFs it was necessary to
compute absolute magnitudes for all the galaxies. For this, we
applied the Le Phare software as described in Section 2.1, with
photo—zs fixed to the SDSS values.

Since the GLF parameters can strongly vary with the mag-
nitude interval in which they are computed (as discussed e.g. by
Martinet et al. 2015 and references therein), it is necessary to
estimate the absolute magnitudes for which the completeness is
better than 90%. For this, our starting point is the 90% complete-
ness limits given in Section 2.1: u’ ~ 23.0, g’ ~ 22.8, ¥’ ~ 22.1,
i’ ~21.5,and 7/ ~ 21.2. We computed the corresponding 90%
completeness limits in absolute magnitudes with two indepen-
dent methods.

First, we translated these apparent magnitude completeness
limits to absolute magnitude completeness limits by applying
in each redshift bin the k-correction and distance modulus.
Le Phare uses galaxy SED model libraries to estimate the the-
oretical k-corrections that depend on galaxy types and redshifts.
For early-type galaxies, we measure the mean and the dispersion
of the k-correction over galaxy templates in a redshift range of
+0.05 around the cluster redshift. We set our corrective factors
to the mean values plus 20 to be representative of 95% of our
galaxy population. This step is illustrated in Eq. 1 where Cx and
C, are the completeness limits in absolute and apparent magni-
tude in the x band, DM(z) is the distance modulus, and k,(z) the
k-correction in the x band at redshift z:

Cx = Cx = DM(2) — (< kx(2) > +207%,()- ey

With this method we obtained the 90% completeness limits in
absolute magnitude for each filter and each redshift bin. These
values are given in the last column of Table 4.

As a check, we also performed simulations for 112 clus-
ters. For this, we first selected in each cluster the galaxies with
a photo—z within +0.05 of that of the cluster (i.e. galaxies for
which the distance modulus and k-corrections are known) and
with no nearby neighbour (i.e. no galaxy within 3 times their
size) to avoid crowding effects. We extracted the image of each
of these galaxies, subtracted the background computed around
each galaxy at a distance larger than 3 times the galaxy size
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g-r

Fig. 8. Colour-magnitude diagrams ((g — r) versus r’) stacked in the five redshift bins (from left to right: 0.15 < z < 0.25, 0.25 <
7<0.35,0.35 < 7<045,045 < 7z <0.55, 0.55 < z < 0.65) before background subtraction (see text). The black points show all
the galaxies within a radius of 1 Mpc of a cluster, and the red points correspond to the galaxies with a photometric redshift within
+0.05 of that of the cluster to which they belong. The solid blue line shows the best fit.

g-r

Fig. 9. Same as Fig. 8 after background subtraction.

(as measured by SExtractor), and added this background sub-
tracted image 100 times at uniformly distributed random loca-
tions within a square of 2000 x 2000 pixels®> centred on the
cluster centre. We then redetected the galaxy on the image with

SExtractor and noted how many times it was redetected. This
allowed us to estimate the number of times we could redetect a
galaxy with the absolute magnitude of the considered galaxy. By
applying this treatment to all the cluster galaxies, we thus recon-
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Fig.10. GLFs in the u, g, r, i and z bands (from left to right). Black crosses are the stacked GLFs with no surface normalization.
The red curves are the best Schechter fits corresponding to the black crosses. The vertical red lines indicate the 90% completeness
limits. Only galaxies brighter than the 90% completeness limit are taken into account for the fits. The plots for which no Schechter
parameters are given in Table 4 are only shown for completeness, but will not be taken into account in the discussion.

structed a completeness curve as a function of absolute magni-
tude. Since such a computation is only valid for a small magni-
tude range, we repeated it for galaxies 10 times brighter (with
magnitudes smaller by 2.5) and 10 times fainter (with magni-
tudes larger by 2.5), and obtained curves such as those shown in
Fig. B.1 for the i’ band. This method has obvious limitations, but
it gives 90% completeness limits very close to those estimated
with our first method, in most cases within one 0.5 magnitude
bin, thus giving us confidence in our completeness level esti-
mates. Hereafter, we will limit our GLF fits to the 90% complete-
ness absolute magnitude limits derived with the first method.

5.2.2. Background subtraction

As stated above, we extracted a catalogue containing all the
galaxies located within a 1 Mpc radius around each cluster and
with a photo—z within +0.05 of that of the corresponding cluster.
The composite (g’—r") versus 7’ colour magnitude diagrams have
been corrected for contamination from background/foreground
galaxies in a statistical way. For this purpose, the field colour-
magnitude diagram has been estimated from the whole S82 dis-
tribution, excluding galaxies in a given physical radius (in our
case 1 h™! Mpc) around the position of detected clusters. The sta-
tistical correction has been performed following the method de-
scribed in Pimbblet et al. (2002). Counts in the “cluster + field”
and “field” populations are estimated in a grid in the colour-
magnitude diagram, and the probability of a galaxy in a colour-
magnitude bin of being a field galaxy is derived and used to sta-

tistically subtract the field population. This method has been ap-
plied to the composite clusters stacked in photo—z bins. In the
case of subsamples of the stacks where galaxies are selected in a
photometric redshift window around the cluster mean redshift, a
grid in the colour-magnitude-photometric redshift space is used.
More details will be provided in Maurogordato et al. (in prepa-
ration).

After this statistical background subtraction was applied, for
each redshift bin we extracted the galaxies located in the red
sequence of the (g’ —r") versus r’ colour magnitude diagrams and
thus obtained the GLFs that we fit with a Schechter function:

N(M) = 0.4 log " [1004M =M a+lgxpy (—1004M =My, 2)

5.2.3. Results

We stacked the 1738 clusters detected at 5o and above, lim-
iting our analysis to the galaxies within a radius of 1 Mpc of
a cluster and with a photo—z within £0.05 of that of the cor-
responding cluster and subtracting the background as explained
above. This allowed us to obtain stacked GLFs in the same five
redshift bins as for the colour-magnitude diagrams.

The GLFs in the u’,g’,r’,i’, and 7’ bands are shown in
Fig. 10 and the parameters of the best fit Schechter functions
are given in Table 4. No values were given in Table 4 when the
fits did not converge. This happened mostly when the number
of points brighter than the 90% completeness limit became too
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Table 4. Parameters of the best fit Schechter functions for the
galaxy luminosity functions in the five bands and in the five red-
shift bins.

redshift/ a M* o* 90%
filter completeness
2=0.20

u -0.56 +0.29 -192+02 368+ 50 -18.4
g -020+0.11 -205+0.1 352+23 -18.4
r -0.30+0.08 -21.3+0.1 306+ 21 -18.3
i’ -0.34+0.07 -21.7+0.1 285+22 -18.7
4 -0.20+0.08 -21.8+0.1 304+ 19 -19.0
z=0.30

u - - - -20.2
g -0.04+ 036 -204+0.2 353+24 -19.9
r -0.22+0.12  -21.2+0.1 314+22 -19.6
i’ -0.17+0.16  -21.6+0.1 307+ 23 -19.8
4 -0.08+0.12 -21.7+0.1 314+ 18 -20.1
z=0.40

u - - - -21.6
g - - - -21.0
r -0.17£ 026 -21.2+0.2 315+21 -20.7
i’ -0.46+ 034 -21.7+0.2 302+41 -20.8
7 0.08+ 0.25 -21.7+0.1 315+ 19 -21.0
z=0.50

u - - - -229
g - - - -22.0
r - - - -21.8
i’ -0.42+0.71 -21.7+£ 04 303+ 39 -21.5
4 0.49+ 0.42 -21.5+02 26754 -21.6

small for a three-parameter fit. In some cases, the fits converged,
but gave values with large error bars. We chose to show these
values in Table 4 to keep the information as complete as possi-
ble, but they should be considered with caution.

In Fig. 10 it can be seen that in some cases there is an excess
of very bright galaxies over the Schechter function, mostly in
the z’ band. This feature is rather common, particularly in merg-
ing clusters (see e.g. Durret et al. 2011a and references therein).
We checked the possibility that this excess could be due to bright
stars misclassified as galaxies in one cluster. For this we detected
all the objects with SExtractor in the i’ band image and plot-
ted the maximum surface brightness as a function of magnitude
(Umaxi — i diagram). The bright objects from our initial galaxy
catalogue that could account for the excess of bright galaxies
in the GLF are all very clearly located in the galaxy zone in the
Mmaxi—i diagram, so it seems likely that the excess of very bright
galaxies detected in some cases is real, and not due to bright stars
misclassified as galaxies.

If we now consider the faint end slope of the GLF, we can
see that « is above —1, traducing a decrease in the faint galaxy
population, and this drop becomes more significant with increas-
ing redshift, at least in the bands where the fit converges in the
highest redshift bins. As expected from the relative shallowness
of the images in the #’ band, the GLFs can only be computed in
the first redshift bin.

At low redshifts there are fewer faint galaxies than expected
(a is notably larger than the expected value of ~ —1), probably
in part due to background contamination. The @ parameter of
early-type field GLFs is about —0.16 in U and —0.31 in the V, R
and I bands in the redshift range 0.4 < z < 0.9, and is found to
depend only weakly on redshift (Zucca et al. 2006).
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6. Morphological properties of cluster galaxies
6.1. Early- to late-type galaxy fraction

Based on the catalogue of clusters that we have detected in a ho-
mogeneous way, we now analyse statistically the morphological
properties of the galaxies belonging to these clusters (or at least
having a high probability of being in these clusters, since this
study is based on photometric redshifts). With the large num-
ber of cluster galaxies available, this allows us to estimate the
variations of the late- to early-type number ratio as a function of
redshift and of detection level. Because the positions of the clus-
ter centres are not well defined, we will not attempt to search for
variations of the elliptical-to-spiral number ratio as a function of
clustercentric radius. We consider here the cluster galaxies, with
the definition given in Section 5.

To estimate the morphological properties of the galaxies,
we extracted images around each cluster, covering an area
of 1 x 1 Mpc? at the cluster redshift, with a pixel scale of
0.396 arcsec/pixel, in the ' band. We applied a tool devel-
oped in SExtractor that calculates the respective fluxes in the
bulge (spheroid) and disk for each galaxy. This new experimen-
tal SExTrAcTOR feature fits to each galaxy a two-dimensional
model comprised of a de Vaucouleurs spheroid (the bulge) and
an exponential disk. Briefly, the fitting process is very similar
to that of the GalFit package (Peng et al. 2002) and is based on
a modified Levenberg-Marquardt minimization algorithm. The
model is convolved with a supersampled model of the local point
spread function (PSF), and downsampled to the final image reso-
lution. The PSF model used in the fit was derived with the PSFEx
software (Bertin 2011) from a selection of point source images.
The PSF variations were fit using a six—degree polynomial of x
and y image coordinates. The model fitting was carried out in the
r’ band.

We used this tool to look for differences in galaxy morpholo-
gies as a function of redshift and of significance level (which is
related to cluster mass) by computing the flux in the disk f;s
and that in the spheroid fpscroiq for each galaxy. We classified
a galaxy as eaﬂy_type if fspheraid/(fdisk + fspheruid) > 0.35 and
as late-type if fipheroia/(faisk + fspheroia) < 0.35, as in Simard
et al. (2009). SExtractor also computes the 1o~ uncertainties on
these fluxes and on the fipneroia/(faisk + fspheroia) flux ratio. We
must note that the distribution of the estimated uncertainties can
be highly asymmetric and that the limiting value of 0.35 for the
Sspheroia! (faisk + fspheroia) ratio to distinguish early and late types
is somewhat arbitrary (see e.g. Simard et al. 2009 and references
therein).

Before stacking clusters and searching for variations of
galaxy morphologies with redshift, it is necessary to make a cut
in absolute magnitude in order to have comparable samples in
all the redshift bins. We make the choice of the limiting magni-
tude by considering the redshift range that imposes the strongest
constraints on the relative uncertainty on the spheroid-to-total
ratio: 0.4 < z < 0.75. A plot of this uncertainty as a function
of absolute magnitude for all the cluster galaxies in the redshift
range 0.4 < z < 0.75 is shown in Fig. 11. We choose to limit the
relative uncertainty on the spheroid to total flux ratio to 20% and
to cut the sample at M; < —19.0 (which roughly corresponds to
M*+3). Out of the initial sample of 1,574,505 galaxies, there are
1,128,389 galaxies with M; < —19.0, of which 522,605 have an
uncertainty err fy,xrario 0N the spheroid-to-total flux ratio smaller
than or equal to 20%. So for M, < —19.0 we can consider that
about 50% of the galaxies have err sy raio <20%. Hereafter we
will take into account only the galaxies with an absolute magni-
tude brighter than M; < —19.0.
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Fig. 11. Relative error on the spheroid to total flux ratio as a func-
tion of magnitude for all the galaxies in a 1 Mpc radius within
clusters at redshift 0.4 < z < 0.75.

In the following analysis, we will limit our analysis to the
2530 clusters detected at a 40~ level and above to have a sample
of clusters that is as reliable as possible. We stacked clusters in
six redshift bins: z < 0.15, 0.15 < z < 0.25, 0.25 < z < 0.35,
0.35 <z<0.45,045 < z<0.55,and z > 0.55 and computed the
percentages of late-type galaxies. If we assume that there is no
observational bias due to the loss of spatial resolution for galax-
ies when redshift increases, we find that the percentage of late-
type galaxies tends to decrease with redshift, opposite to what is
expected. We also stacked clusters in four bins of detection level:
40, 50, 60, and 90, which roughly correspond to cluster mass
bins. Here too, we tend to find that the percentage of late-type
galaxies somewhat increases with significance level, the oppo-
site of what is expected (more massive clusters are expected to
host more early-type galaxies). We therefore performed simula-
tions to test the hypothesis that these unexpected results could
be due to an observational bias.

6.2. Influence of the redshift on the morphological
classification
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Fig. 12. Percentage of early-type galaxies (filled black circles)
and late-type galaxies (empty black circles) as a function of red-
shift obtained by stacking 103 clusters artificially degraded to
mimic the influence of increasing redshift (see Section 6.2).

Table 5. Percentage of late-type galaxies as a function of red-
shift obtained by degrading the images to mimic the effect of
increasing redshift, as explained in the text.

Redshift % of late types number of galaxies
0.1 52.7 4005
0.155 51.3 17824
0.2 50.2 3893
0.3 479 17543
0.4 449 27283
0.5 39.5 26191
0.6 39.3 25895
0.7 40.5 25652
0.8 41.6 25003

In order to test how the image degradation due to increasing
redshift could influence the value of the fipneroia/(faisk + fspheroid)
flux ratio on which our late- and early-type galaxy percentages
are based, we selected 103 clusters with redshift z < 0.20 and de-
tected at least at the 40 level. Starting from the original images,
we artificially degraded the images by rebinning them to larger
pixel sizes to mimic the effect of increasing redshift. In this way
images were computed to simulate the clusters as if they were
located at redshifts between 0.2 and 0.8, in bins of 0.1 in red-
shift. The rebinned images were then treated with SExtractor as
above to compute the fipneroia/(faisk + fspheroia) flux ratios of all
the cluster galaxies.

The percentages of late- and early-type galaxies were then
stacked in redshift bins, and the results are shown in Fig. 12. This
figure clearly shows that, as a bias due to redshift, the percentage
of late-type galaxies tends to decrease with redshift and that of
early types to increase. Therefore, when estimating the early-to-
late-type ratio, a correcting factor must be applied to correct for
this bias. The number of late-type galaxies for various redshifts
is given in Table 5. We note that we only consider here cluster
galaxies, for which the computed absolute magnitudes take into
account the k-corrections and luminosity distance corrections.

6.3. Results
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Fig. 13. Percentage of late-type galaxies as a function of redshift,
based on the bulge to disk decomposition in the r’ band. The data
points are colour—coded as a function of detection level: black
circles for 40, red triangles for 5o, green circles for 60, and
blue squares for 9o. The correction factors explained in the text
have been applied.
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Fig. 14. Percentage of late-type galaxies as a function of detec-
tion level, based on the bulge to disk decomposition in the r’
band. The data points are colour—coded in bins of redshift: black
squares for z < 0.2, red triangles for 0.2 < z < 0.27, green circles
for 0.27 < z < 0.37, blue squares for 0.37 < z < 0.47, magenta
crosses for 0.47 < z < 0.57, and orange stars for z > 0.57. The
correction factors explained in the text have been applied.

If we apply the correction factors derived from Table 5 to the
percentages of late-type and early-type cluster galaxies found
above, we obtain the results displayed in Figs. 13 and 14. In these
two figures, the error bars were taken to be Poissonian: WIN.
where N is the number of early-type galaxies corresponding to
each point.

We can see that the percentages of late-type galaxies increase
with redshift. This is particularly visible for 9¢ clusters, where
the percentage of late types increases from 20% to almost 60%
between redshifts z=0.2 and z=0.5.

The percentages of late-type galaxies show a trend of de-
creasing with detection level (i.e. with cluster mass). We note
that the percentages of late-type galaxies that we find are no-
tably higher than those of Postman et al. (2005) or Smith et al.
(2005) perhaps because our classification of late- and early-type
galaxies is not the same, and/or because our cluster galaxies are
probably at least partly contaminated by field galaxies.

6.4. Comparison of the galaxy type classifications by
SExtractor and Le Phare

Since we had to run the Le Phare software to compute the ab-
solute magnitudes of the cluster galaxies in order to calculate
GLFs, as a by-product we obtained a Le Phare galaxy type clas-
sification (the same one as that used in the COSMOS survey).
Le Phare assigns each galaxy a type coded as a number between
1 and 31, with early-type galaxies between 1 and 7, late-type
galaxies between 8 and 19, and AGN between 20 and 31. These
types correspond to the best spectral template allowing a fit to
the photometric data.

The early- and late-type classifications that we made with
SExtractor based on pure morphological properties are not ex-
pected to match exactly those derived with Le Phare. However,
we believe it is interesting to compare them on a large statistical
basis.

It we take into account all the cluster galaxies (77,162 galax-
ies), we find that 70% of the early-type and 53% of the late-type
galaxies have the same classification with the two methods, after
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Fig. 15. Histograms of the normalized counts of late-type (in
blue) and early-type (in red) galaxies as classified by Le Phare,
as a function of spheroid-to-disk flux ratio.

eliminating the AGN and starburst types from Le Phare (which
add noise to the final morphological classification).

We cross-identified the cluster galaxies with the spectro-
scopic catalogue described in Section 2.1. The sample is then
reduced to only 8,105 galaxies. For this sample, we find that
74% of the early-type galaxies are well classified by both meth-
ods, 61% of the late types and 68% if we add late types and
AGN.

As a test, we also considered 73,970 galaxies in the Stripe 82
region having a spectroscopic redshift available, independent of
whether they were cluster galaxies or not. We ran Le Phare on
those galaxies, fixing their photo—z to be equal to their spec-
troscopic redshift to obtain the best possible Le Phare type. We
find that 69% of the early-type and 58% of the late-type galaxies
have the same classification with Le Phare and SExtractor. This
percentage becomes 63% if we add late types and AGN.

As an illustration, we show in Fig. 15 the histograms of the
normalized counts of late- and early-type galaxies as classified
by Le Phare as a function of spheroid-to-disk flux ratio computed
by SExtractor.

Since these two ways of classifying galaxies are very differ-
ent from one another (one being purely morphological while the
other is purely spectral), and since morphological and spectral
evolutions can also be quite different, it is rather satisfying to
see that they agree between 58% and 74% of the cases.

6.5. Eye-test of the morphological classification

In order to test the morphological classification obtained with
SExtractor, six high school students (see their names in the ac-
knowledgements) selected about 1000 galaxies in the redshift
range 0.15 < z < 0.25 classified as early-type or late-type and
examined them visually with ds9 one by one. They found that
the SExtractor and eye classifications agreed for 80+10% of the
galaxies.

7. Summary and conclusions

Based on the galaxy photometric redshift catalogue of Reis et al.
(2012), we have searched for galaxy clusters in the Stripe 82 re-
gion of the Sloan Digital Sky Survey by applying the AMACFI
cluster finder (Adami & Mazure 1999). After making nine tests
with different AMACFI parameters that have a strong influence
on the cluster detection rate, we detected 3663 candidate clusters



Durret et al.: Galaxy clusters in the SDSS Stripe 82

at a 30" level and above, in the redshift range 0.1 < z < 0.7, with
estimated mean masses between ~ 10'® and a few 10'* M,. We
cross-correlated our catalogue of candidate clusters with various
catalogues extracted from optical and/or X-ray data. The per-
centages of redetected clusters are at most 40%, but in all cases
this can be explained by the fact that we detect relatively massive
clusters, while other authors detect less massive structures.

The colour-magnitude diagrams and galaxy luminosity func-
tions of the clusters detected at 5o and above and stacked in
redshift bins of width 0.1 are typically those of bona fide clus-
ters. This confirms that the clusters we have detected have a high
probability of being real clusters.

The morphological analysis of the cluster galaxies shows
that the fraction of late-type to early-type galaxies shows an in-
crease with redshift and a decrease with significance level, i.e.
cluster mass. This result is obtained after correcting for a bias
due to the effect of increasing redshift that we quantified through
simulations.

Although the 3663 candidate clusters detected here seem
mostly to be real clusters, spectroscopic confirmation would of
course be necessary. We are in the process of improving the po-
sitions and redshifts of our clusters by searching for the bright-
est cluster galaxies, and retrieving spectroscopic redshifts in the
SDSS data base. As yet another confirmation to the reality of the
clusters detected in S82, we are also identifying our candidate
clusters with diffuse X-ray sources detected by XMM-Newton
when available. These results will be published in a forthcoming
paper.

Counting the number of clusters per unit volume and the
growth of clusters with redshift are methods for delimiting
cosmological model parameters such as w, dw/dz, and o
(Allen et al. 2011). This motivated the present search for
clusters in the Stripe 82 region of the SDSS, as well as
our previous searches for clusters in the CFHTLS. In the
near future, the Dark Energy Survey expects to find ap-
proximately 170,000 clusters with masses > 5 x 10'* M,
(http://en.wikipedia.org/wiki/The_Dark_Energy_Survey), and
LSST more than 100,000 clusters with masses > 2 x 10 Mg
(Tyson et al. 2003).

Based on our experience here, we conclude that is it very
important not to depend on using just one cluster detection algo-
rithm. Therefore, for future surveys we suggest the following ap-
proach to derive cosmological parameters from optical/near IR
cluster surveys: 1) take a ~ 60 cut and a ~ 40 cut; and 2) esti-
mate the completeness of the survey by comparing two or more
different cluster finding techniques. The derived cosmological
parameters based on two (or more) different o cuts and tech-
niques can then be used to determine the underlying systematic
limits to the values of these cosmological parameters.
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Appendix A: Magnitude histograms

The magnitude histograms in the five bands of the 4,999,968
galaxies of the initial magnitude catalogue used to compute ab-
solute magnitudes are shown in Fig. A.1.
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Fig. A.1. Magnitude histograms in the five bands of the 4,999,968 galaxies of the initial magnitude catalogue used to compute ab-
solute magnitudes. The full vertical lines show the 90% completeness limits beyond which the galaxy counts will not be considered

as fitting the GLFs. These limits are: u;, =23.0, g;. =22.8, r;, =22.1, ij, =21.5, and z;, =21.2. The dotted vertical lines show the
90% completeness limits derived from Fig. 8 in Annis et al. (2014) for comparison.

Appendix B: Completeness simulations
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Fig. B.1. Percentage of redetected galaxies as a function of abso-
lute magnitude in the i’ band derived from our simulations in five
magnitude bins: z=0.2 in black, z=0.3 in blue, z=0.4 in green,
z=0.5 in red, and z=0.6 in magenta (see Section 5.2.1).

We show in Fig. B.1 the percentages of redetected galaxies
as a function of absolute magnitude in the i band derived from
our simulations in five magnitude bins: z=0.2 in black, z=0.3 in
blue, z=0.4 in green, z=0.5 in red, and z=0.6 in magenta (see
Section 5.2.1). Simulations in the other bands give comparable
curves and are not shown here to save space.
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A.2 Article 2: Adami et al. 2015

In this section, I review my contribution to the Adami et al. (2015) paper: Two spec-
troscopically confirmed galaxy structures at z = 0.61 and 0.74 in the CFHTLS
Deep 3 field.

This paper is a study of two galaxy cluster candidates at redshift z > 0.5 detected by
applying the Adami & Mazure Cluster Finder (Adami & Mazure 1999) to the CFHTLS in
Adami et al. (2010). Using new spectroscopy from Gemini, we measure the cluster galaxy
redshifts, and perform a dynamical study. We also compute their GLFs, and measure
a weak lensing signal, based on the CFHT /MegaCam images. Finally, we compare the
lensing detection to the X-ray detection from Chandra. We found that the two candidates
correspond to real clusters at redshifts z = 0.607 and z = 0.739. The first one of low mass
is probably a small group, not detected in WL, while the second seems to be a merging
of two groups, which is weakly detected through WL (~ 3 o), but not in X-rays. These
detections validate the potential of the cluster finder that was used.

I took care of the WL reduction for these two clusters on sub-images of MegaCam
fields. The shear measurement is similar to that of Martinet et al. (2015, A&A submit-
ted). The background galaxies are selected according to their photometric redshifts. The
convergence map is produced by applying the Kaiser & Squires (1993) method but not
refining it in the cluster region through the iterative Seitz & Schneider (1995) procedure
as in the mentioned paper. This should not cause a too large bias, as the clusters studied
here are probably of very low masses. The detection level is estimated from the noise
threshold corresponding to the shape noise with a Gaussian smoothing (see van Waerbeke
2000). One cluster is not detected at all and the other one is weakly detected (~ 3 o).
From the lensing, at least the second candidate is a true small cluster. Note however,
that these clusters are at high redshifts, and that the number of background galaxies
usable for lensing is therefore low.
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ABSTRACT

Context. Galaxy evolution is known to depend on environment since it differs in clusters and in the field, but studies are sometimes
limited to the relatively nearby Universe (z < 0.5). It is still necessary to increase our knowledge of cluster galaxy properties above
z=0.5.

Aims. In a previous paper we have detected several cluster candidates at z > 0.5 as part of a systematic search for clusters in the
Canada France Hawaii Telescope Legacy Survey by applying the Adami & MAzure Cluster FInder (AMACFI), based on photometric
redshifts. We focus here on two of them, located in the Deep 3 (hereafter D3) field: D3-6 and D3-43.

Methods. We have obtained spectroscopy with Gemini/GMOS instrument and measured redshifts for 23 and 14 galaxies in the two
structures. These redshifts were combined with those available in the literature. A dynamical and a weak lensing analysis were also
performed, together with the study of X-ray Chandra archive data.

Results. Cluster D3-6 is found to be a single structure of eight spectroscopically confirmed members at an average redshift z = 0.607,
with a velocity dispersion of 423 km s~ It appears to be a relatively low-mass cluster. D3-43-S3 has 46 spectroscopically confirmed
members at an average redshift z = 0.739. The cluster can be decomposed into two main substructures, having a velocity dispersion
of about 600 and 350 km s~'. An explanation of the fact that D3-43-S3 is detected through weak lensing (only marginally, at the
~30 level) but not in X-rays could be that the two substructures are just beginning to merge more or less along the line of sight. We
also show that D3-6 and D3-43-S3 have similar global galaxy luminosity functions, stellar mass functions, and star formation rate
(SFR) distributions. The only differences are that D3-6 exhibits a lack of faint early-type galaxies, a deficit of extremely high stellar
mass galaxies compared to D3-43-S3, and an excess of very high SFR galaxies.

Conclusions. This study shows the power of techniques based on photometric redshifts to detect low to moderately massive structures,
even at z ~ 0.75. Combined-approach cluster surveys such as EUCLID are crucial to find and study these clusters at these relatively
high redshifts. Finally, we show that photometric redshift techniques are also well suited to study the galaxy content and properties of

the clusters (galaxy types, SFRs, etc.).

Key words. galaxies: clusters: general

1. Introduction

Galaxy evolution is still a major topic in cosmology because of
the complexity of the processes involved. The current theoreti-
cal framework (e.g. White & Frenk 1991) assumes that galax-
ies are formed by accretion of baryonic matter onto dark matter
haloes and evolve through mergers and other interactions with
other galaxies and the intergalactic medium (IGM). The study
of evolution in clusters is particularly interesting because some
extreme conditions (e.g. high galaxy density, large amounts of
hot gas in the IGM) are found in these structures and, conse-
quently, galaxy evolution is affected by many environmentally-
driven processes, as evidenced by the evolution of the morpho-
logical mix of their galaxies (e.g. Boselli et al. 2014). Naturally,
in this scenario the evolution of galaxies is not independent from
the evolution of cluster structures. According e.g. to Mateus et al.
(2007), galaxy evolution is accelerated in denser environments.
All this makes clusters ideal laboratories to investigate galaxy
evolution.

* Appendices are available in electronic form at
http://www.aanda.org
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Most of our current knowledge about processes affecting
galaxies in clusters comes primarily from studies in the nearby
(z < 0.5) Universe. At higher redshifts, several studies have fo-
cussed on the evolution of morphological type fractions (e.g.
Holden et al. 2007; van der Wel et al. 2007; Simard et al. 2009),
on their clustering properties (e.g. Poggianti et al. 2010; Ross
et al. 2010), or on the evolution of specific galaxy types (such as
red galaxies: S nchez-Bl zquez et al. 2009).

The question we want to answer is how do cluster galax-
ies evolve in the redshift interval 0.5 < z < 1. We propose
adding our contribution to this problem through spectroscopy
and photometry of candidate cluster galaxies observed with
GEMINI/GMOS and primarily detected from CFHTLS survey
photometric redshift catalogues. In this framework, Adami et al.
(2010) have published a catalogue of ~1200 cluster candidates
from public photometric redshifts (obtained following Ilbert
et al. 2006; also see Coupon et al. 2009) of the CFHTLS data re-
lease TO004 in the D2, D3, D4, W1, W3, and W4 regions. This
catalogue contains several cluster candidates at redshift larger
than 0.5, detected with high confidence (signal-to-noise ratio
equal to or larger than 4) and also detected by other methods
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(Olsen et al. 2007; Thanjavur et al. 2009). We choose to focus
on two of them.

We describe the optical identification of our candidate clus-
ters in Sect. 2. The mass characterisation of the two structures is
discussed in Sect. 3. In Sect. 4 we present some properties of the
galaxy populations in the clusters, and in Sect. 5 we summarise
our results.

We adopted, where necessary, the Dunkley et al.
(2009) ACDM concordance cosmological model (Hy =
71.9kms~! Mpc™!, Q, = 0.742, Qy = 0.258).

2. Optical identification of our candidate clusters
2.1. CFHTLS imaging

The two clusters studied here were discovered as part of a
systematic search for clusters in the Canada France Hawaii
Telescope Legacy Survey (Adami et al. 2010). They were found
in the Deep 3 field, which covers 1 deg? and is centred at coordi-
nates 14:19:27.00, +52:40:56 (J2000.0). This field is among the
deepest optical images available from the ground, corresponding
to a total exposure time of the order of 90 h.

To identify clusters in this field we applied the Adami &
MAzure cluster FInder (AMACFI, Mazure et al. 2007), based
on photometric redshifts (hereafter photo-zs). After the photo-
z catalogue is cut in photometric redshift slices, galaxy density
maps are drawn with an adaptive kernel technique, and overden-
sities are detected at a chosen significance level with SExtractor.
Detections are then sorted with a minimal spanning tree method,
leading to a catalogue of candidate clusters.

The two candidate clusters studied here were detected at a
4o significance level. Their identifications in the Adami et al.
(2010) catalogue are D3-6 and D3-43.

2.2. Gemini GMOS spectroscopy

We were awarded 8.5 h of GEMINI/GMOS time (program
GN-2011A-Q46, PI: L. Sodr ) to observe these two cluster
candidates spectroscopically. We initially used the R400 grism
and one arcsec slits. Final 1D spectra were rebinned to have
~T  per pixel.

We were able to fit 27 and 16 slits in the D3-6 and
D3-43 fields respectively. Reduction was made in the IRAF
environment with the GMOS dedicated tools. We applied the
EZ redshift measurement code (Garilli et al. 2010) on the final
1D spectra, allowing an additional smoothing from 3 to 9 pix-
els to find the redshift value more easily. The redshift measure-
ments were done in the same way as for the VIPERS survey
(e.g. Guzzo et al. 2014). Independent measurers provided two
first estimates of the redshifts (Le Brun & Adami). The two val-
ues were then reconciled and a quality flag was assigned between
1 and 4. Flag | means that we have a 50% chance to have the cor-
rect redshift estimate, flag 2 means that we have a 75% chance,
flag 3 means that we have a 95% chance, and flag 4 means that
we have more than 99% chance. We only considered the objects
with flags 2, 3, and 4 to be successful measurements. We ob-
tained an excellent success rate: 15 of the 16 D3-43 spectra and
26 of the 27 D3-6 spectra provided successful redshift measure-
ments. Only four spectra turned out to be of stellar origin, while
we obtained galaxy redshifts for 23 and 14 galaxies in the fields
of D3-6 and D3-43, respectively.

Coordinates and successfully measured redshifts for this
sample are given in Tables 1 and 2. We show four examples of
spectra corresponding to flags 4, 3, and 2 in Figs. B.1 and B.2.
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Table 1. Running number, coordinates (J2000), redshifts, and spectral
flags for the objects observed with GEMINI/GMOS in the D3-43 field
of view.

# RA Dec  Redshift Flag
1 14:20:51.079 53:03:38.76 0.8264 3
2 14:20:56.214  53:02:21.28 0.8950 3
3 14:20:56.472 53:02:35.13 0.7111 4
4 14:20:58.824  53:01:11.63 0.7497 4
5  14:20:59.161  53:01:36.41 0.7404 4
6 14:21:00.276  53:04:29.72 0.7737 4
7  14:21:02.344  53:05:03.26 0.6723 4
8 14:21:02.572  53:01:22.74 0.3347 4
9 14:21:05.073  53:02:06.92 0.7393 4
10 14:21:10.762  53:02:49.93 0.7350 4
11 14:21:11.665  53:04:44.20 0.8217 3
12 14:21:15.013  53:00:57.71 0. 4
13 14:21:18.394  53:03:28.41 0.9748 4
14 14:21:18.842  53:00:32.05 0.7395 4
15 14:21:21.818  53:01:55.12 0.7321 4

Table 2. Running number, coordinates (J2000), redshifts, and spectral
flags for the objects observed with GEMINI/GMOS in the D3-6 field of
view.

# RA Dec  Redshift Flag
1 14:16:36.004  53:04:31.73 0.7163 3
2 14:16:37.152  53:04:32.32 0.5268 3
3 14:16:38.064  53:03:44.66 0.7441 2
4 14:16:39.084  53:05:44.23 0.6083 4
5 14:16:40.173  53:05:01.37 0. 4
6 14:16:41.339  53:04:54.53 0.6474 3
7 14:16:46.077  53:01:47.67 0.5758 4
8 14:16:46.824  53:04:38.55 0.6090 4
9 14:16:47.833  53:03:04.95 0.6046 4
10 14:16:49.100  53:05:55.98 0.6067 3
11 14:16:50.122  53:05:10.06 0.6077 3
12 14:16:51.068  53:02:17.15 0.6007 2
13 14:16:53.373  53:05:51.77 0. 4
14 14:16:55.542  53:05:16.50 0.6064 4
15 14:16:56.983  53:02:43.27 0.9006 3
16  14:16:57.645  53:04:29.12 0.6074 2
17 14:16:58.438  53:03:47.13 0.5888 2
18  14:16:59.666  53:02:26.51 0.6064 4
19  14:17:00.703  53:05:15.49 0.9670 4
20 14:17:01.736  53:03:19.29 0.6441 3
21 14:17:03.493  53:00:50.72 0.5255 2
22 14:17:04.775  53:03:15.64 0.7748 4
23 14:17:05.915  53:05:58.64 0.5255 3
24 14:17:06.757  53:05:55.87 0.5270 4
25 14:17:08.225  53:00:47.94 0.6478 4
26 14:17:09.578  53:03:34.14 0. 4

2.3. Publicly available spectroscopy

One of the two studied candidate clusters (D3-43) was also
covered by the KECK/DEIMOS DEEP2 spectroscopic survey
(Newman et al. 2013). This provided 336 redshifts in a 5 ar-
cmin radius circle around the cluster centre, in addition to
the GEMINI/GMOS redshifts. Ten of these GEMINI/GMOS
redshifts were also measured by the KECK/DEIMOS DEEP2
survey, and this allowed us to assess our own redshift
measurements, as shown in Fig. A.1. We do not detect any no-
ticeable difference. Even the two galaxies with the most dif-
ferent redshift values in the two surveys do not exhibit a red-
shift difference larger than 0.015. This typically corresponds to
the 30 uncertainty according to the smoothing we applied to
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Table 3. Structures detected along the line of sight to the two candidate
clusters.

Name # N 7z Vel. disp. (kms™') SG substructures
D3-6 1 8 0.607 423 1
D3-43 S1 17 0.201 489 /
S2 11 0.378 250 /
S3 46 0.739 1152 2
S4 18 0.975 575 /

Notes. The columns are: (1) cluster name; (2) number of the structure;
(3) number of galaxies in the structure; (4) mean redshift of the struc-
ture; (5) Rostat velocity dispersion; (6) number of substructures when
analysed by the Serna & Gerbal (1996) method.

GEMINI/GMOS spectra before redshift measurements (dashed
lines in Fig. A.1). If we consider only redshifts lower than 0.8,
the typical uncertainty between the two redshift measurements
is 0.0005.

The other candidate cluster (D3-6) has only three additional
objects with known spectroscopic redshifts available through
the NED and Simbad databases (Howell et al. 2005; Hsieh
et al. 2005; Walker et al. 2011). None are in common with our
GEMINI/GMOS catalogue.

2.4. The main structures along the two lines of sight

We first merged our own redshift catalogue with those of the
literature and eliminated the galaxies observed twice, as well as
the stars. We then computed redshift histograms along the two
lines of sight, and searched for empty gaps wider than 0.001
in the redshift distribution. This is a classical method to detect
galaxy structure candidates (e.g. Katgert et al. 1996). We only
retained galaxy concentrations between two such gaps of more
than five objects. This provided four potential structures along
the D3-43 line of sight and only one along the D3-6 line of sight
(see Table 3 and Fig. 1).

The D3-6 line of sight only shows one structure at z = 0.607
(see Fig. 2) sampled with eight galaxies with spectroscopic red-
shifts. The (#" — ') values of these galaxies are relatively similar
and of the order of 1.4 and 1, also in good agreement with the
colours of z = 0.5 early-type and spiral galaxies respectively
(e.g. Fukugita et al. 1995). The mean redshift of the only de-
tected structure along the D3-6 line of sight (z = 0.607) also
being close to the candidate cluster photometric redshift value
(z = 0.6), we decided to associate it with the D3-6 candidate
cluster of Adami et al. (2010).

Figure 3 displays the colour—-magnitude relations of the po-
tential structures along the D3-43 line of sight in the (' — ')
versus 1’ space. We clearly see a red sequence (showing an old
galaxy population) around (# — z’) ~ 1.8 and a bluer cloud
around (' — z’) ~ 1 for structure S3. These colours are consis-
tent with z = 0.8 early and late-type galaxies (e.g. Fukugita et al.
1995). Other structures of the D3-43 line of sight are less promi-
nent and do not show the same dichotomy between an early-type
and a late-type galaxy population. The structure S3 is also by far
the most populated: it has more confirmed galaxies than the three
others taken together. The structure S3 is clearly the closest to
the 30 peak of the weak lensing detection (see below and Fig. 6).
The brightest galaxy of S3 is at ~600 kpc of the peak, while the
brightest galaxies of S1, S2, and S4 are located at ~850 kpc,
~2300 kpc, and ~1300 kpc (at the structure redshift). The struc-
ture S3 is the only structure for which the galaxy dispersion on
the sky is larger than the distance between the structure centre
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Fig. 1. Distribution of the Gemini/GMOS and DEEP2 galaxies with
known spectroscopic redshifts along the D3-6 (fop), and D3-43 (bot-
tom) lines of sight. Detected structures from Table 3 are shown as red
vertical lines.

and the 30 peak of the weak lensing detection (1.2 X larger). The
ratio is 0.4 for S1, 0.3 for S2, and 0.9 for S4. Finally, the spec-
troscopic redshift of S3 is remarkably close to the photometric
redshift of D3-43 in Adami et al. (2010): 0.75. We therefore de-
cided to choose S3 as the main structure along the D3-43 line of
sight, to associate it with the weak lensing detection (see below),
and with the D3-43 candidate cluster of Adami et al. (2010).

This leads us to conclude that we probably have detected at
least two real structures along the D3-6 and D3-43 lines of sight
at z = 0.607 (D3-6 in the following) and z = 0.739 (D3-43-S3
in the following) respectively. The redshift distributions of the
galaxies with known spectroscopic redshifts inside these struc-
tures are displayed in Fig. 4.

2.5. Internal structure of D3-6 and D3-43-S3

We investigated the internal structures of D3-6 and D3-43-S3
by applying the Serna-Gerbal technique (hereafter SG, 1996 re-
lease, Serna & Gerbal 1996). This hierarchical code based on
spectroscopic redshifts and optical magnitudes, is designed to
detect substructures in the optical. A number of other meth-
ods are available to search for substructures at optical wave-
lengths, such as the A-test (Dressler & Schechtman 1988).
However, the SG method has proven to be quite powerful de-
tecting evidence for substructuring in nearby (see Abell 496:
Durret et al. 2000; Coma: Adami et al. 2005, 2009; Abell 780:
Durret et al. 2009; Abell 85: Bou et al. 2008), moderate redshift
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Table 4. Main characteristics of the two confirmed structures.

Name RA(D3) Dec(D3) z(D3) RA(spec) Dec(spec) z(spec) Vel. disp. SG mass X-ray mass
deg deg deg deg kms™ M, M,

D3-6 214.2207 53.0568 0.60 214.2314  53.0879  0.607 423 22x 10" 2.5 10"

D3-43-S3  215.271 53.0353 0.75 215.2710  53.0353 0.739 1152 (611 +357) 3.6x 10" +88x 10" <8x 10"

Notes. The columns are: (1) name; (2) + (3) coordinates in the D3 CFHTLS cluster catalogue; (4) photometric redshift in the D3 CFHTLS cluster
catalogue; (5) and (6) central coordinates of the spectroscopic catalogue defined as the coordinates of the brightest galaxy member; (7) mean
spectroscopic redshift; (8) velocity dispersion from Rostat estimates (Beers et al. 1991; values are also given for the two substructures of D3-43-S3);
(9) mass estimate from the Serna-Gerbal analysis (values are also given for the two substructures of D3-43-S3); (10) mass estimate from the X-ray

analysis (within rsgp).

20

Fig. 2. Colour-magnitude relation along the D3-6 cluster line of sight.
Small black dots are the CFHTLS galaxies, red disks are the spectro-
scopically confirmed cluster members.

(Abell 222/223: Durret et al. 2010), and high redshift clusters
(RX J1257.2+4738: Ulmer et al. 2009). Recently, it was also
successfully applied and compared with X-ray detections on a
larger sample (the DAFT/FADAS sample: Guennou et al. 2014).
Assuming a value of the mass to luminosity ratio (here taken
to be 100 in the »” band, to be homogeneous with the Guennou
et al. 2014 simulations), the SG method allows us to estimate
the masses of the substructures that it detects. Guennou et al.
(2014) have shown that although the absolute masses are not ac-
curate (typical uncertainties are clearly larger than 10'* M), the
mass ratios of the various substructures were well determined.
The SG method has also been extensively tested on simulations
by Guennou (2012), in particular concerning the effect of un-
dersampling on mass determinations. We stress that this method
requires a very good precision in the galaxy distance determina-
tions, and therefore spectroscopic redshifts are essential, while
photometric redshifts are inappropriate.

The level of refinement in the substructure detection ob-
viously depends on the spectroscopic sampling, as already
shown by the previously quoted articles. We first processed the
D3-6 structure. Since it is only sampled by eight galaxies with
known spectroscopic redshifts, the SG code would only be able
to detect large substructures that would be present in cluster-
cluster merging, and this is not the case, showing that D3-6 is
probably not undergoing a major merger.

The D3-43-S3 structure is much better sampled spectroscop-
ically. The SG method detects two relatively massive substruc-
tures (see Table 4) and several other more dynamically iso-
lated galaxies. Substructure #1 includes the dominant galaxy of
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0.5

Fig. 3. Colour-magnitude relations along the D3-43 candidate cluster
line of sight. Small black dots are the CFHTLS galaxies. Upper fig-
ure: red disks are the spectroscopically confirmed members of S3, blue
circles are the S1 members, green squares are the S2 members, pink
triangles are the S4 members. The inclined red line is the tentative red
sequence for structure S3 early-type galaxies. Lower figure: red circles
are the S3 substructure #1 members, blue disks are the S3 substructure
#2 members (see text for details). The inclined red line is the tentative
red sequence for S3 early-type galaxies.

D3-43-S3 and has an estimated dynamical mass of 3.6x10'* M.
The estimated mass of substructure #2 is lower, of the order of
8.8 x 10'3 M. D3-43-S3 is therefore probably about to undergo
an important merger between at least two comparable galaxy
structures (see also Sect. 5). To confirm this statement, we also
show in Fig. 3 (bottom part) the colour-magnitude relation of
the two substructures in the D3-43-S3 region. This shows that
the two substructures have both red and blue galaxies. We are
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Fig. 4. Redshift distribution of the Gemini/GMOS galaxies with known
spectroscopic redshifts in the D3-6 (top), and D3-43-S3 (bottom)
structures.

therefore not dealing with a structure populated by young galax-
ies merging with an older galaxy structure. The apparently high
velocity dispersion of D3-43-S3 (when not considering the de-
tected substructures) is also consistent with this scenario.

3. Mass characterisation of the D3-6
and D3-43-S3 structures

At this stage, we have secured the detection of the D3-6 and
D3-43-83 structures, confirmed that they are populated by both
red and blue galaxies, shown that D3-6 is not undergoing a major
merger, and that D3-43-S3 is probably about to undergo such a
merger. However, we do not yet have robust estimates of the
masses of these two structures (the SG test does not give reliable
absolute mass values, as already stated).

3.1. Publicly available X-ray data

Both fields D3-6 and D3-43-S3 were observed by the Chandra
X-ray telescope. Even if the collecting area of Chandra is not
favourable to the characterisation of such distant structures, the
exposure times were long enough to at least give an estimate of
the X-ray luminosities of these structures.

There are four pointings at the D3-43 region with the ACIS-I
detector (obs_id 5845, 5846, 56214, 6215, PI K. Nandra, taken
in 2005). Following the “Science Threads” from the Chandra

X-ray Center (CXC), using 4.6', we have reprocessed
these observations and merged them together producing a sin-
gle broad-band (0.5-7.0 keV) exposure-map corrected surface
brightness image with a pixel scale of 1.968 arcsec (14/h7y kpc
assuming z = 0.739). The total effective exposure time for this
image is 193.6 ks. There is apparently no visible large scale ex-
tended X-ray emission coinciding with the position of D3-43-S3
(e.g. not detected in Erfanianfar et al. 2013). We only see a col-
lection of three compact sources. In a circular region of radius
R = 2 arcmin, we estimate that an extended source with count
rate above 4.2 x 10~ cnt/s (about 85 counts) would be detected.
Thus, assuming a plasma thermal emission, we can put an upper
limit of fx < 4.3 x 10" erg s7! em™2. This corresponds to an
upper limit for the X-ray luminosity Lx < 1.5 x 10¥ erg s7! if
the source is at z = 0.739. This could be typical of a massive
structure of galaxies, but at this stage this is not enough to reach
a conclusion about the massive nature of D3-43-S3.

The D3-6 region was observed in April 2002 with ACIS-I
(obs_id 3239, PI. E. Ellingson) with an exposure time of
62.82 ks. We followed the same reduction procedure, pro-
ducing a flat (exposure-corrected) image in the 0.5-7.0 keV
band with a pixel scale of 1.968 arcsec (13/h79 kpc assuming
z = 0.607). A faint, extended source is visible at 14:17:01.7,
+53:05:13 (J2000). To produce an image showing only the dif-
fuse component, we have detected all point sources with the
task , following Science Threads?, which is
based on the wavelet image decomposition technique. Then,
the regions containing the detected point sources were replaced
with a Poissonian noise, using the task, with the
same mean value sampled from an elliptical annulus around
the source. Finally, for display purposes, we have smoothed
the diffuse emission image with a Gaussian kernel of 12 pixels
(23.6”). Within 2 arcmin, we estimate a net count rate (back-
ground subtracted) of (5.56 + 0.97) x 1073 cnt/s. This corre-
sponds to a flux fx = (5.44 + 0.92) x 107 erg s™' cm™
and, assuming a redshift z = 0.607, a bolometric luminosity
Lx = (1.12 + 0.19) x 10* erg s7', typical of a low-mass clus-
ter of galaxies. The derived X-ray luminosity corresponds to a
velocity dispersion o, ~ 500 km s~!, using the scaling relation
by Lopes et al. (2009). This estimate is very close to our Serna-
Gerbal value (see Table 4). We show in Fig. 5 the Chandra con-
tours and the galaxies with known spectroscopic redshifts in the
D3-6 cluster overlaid onto the CFHTLS ¢ band image. Five of
the galaxies with known spectroscopic redshifts are at less than
1 Mpc from the cluster X-ray centre, and this is probably enough
to secure the association between the X-ray emission and the
galaxy redshift concentration (see e.g. Adami et al. 2011, for the
XMM-LSS survey). This association would need to be defini-
tively confirmed by measuring the redshift of the X-ray central
galaxy, however.

If we convert the X-ray luminosities to masses by applying
the scaling relation of Lopes et al. (2009), we find a mass of
2.5 x 10'* Mg, for D3-6, and an upper limit of 8 x 103 M, for
D3-43 (calculated within rsq).

3.2. Weak lensing characterisation of D3-43-S3

To check if we can investigate the mass distribution around
D3-43-S3 in an independent way, we took advantage of the
CFHTLS D3 images in the i band for which a special release
is available with a seeing of 0.64 arcsec. Even with such a good

! asc.harvard.edu/ciao/

2 http://cxc.harvard.edu/ciao/threads/
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Fig. 5. CFHTLS ¢’ band image of D3-6 overlaid with Chandra contours
in white (see text). Small red circles show the galaxies with known spec-
troscopic redshifts inside the z = 0.607 D3-6 structure. The large red
circle represents a 1 Mpc radius area.

ground-based seeing, it is still a difficult task to try to detect
modest mass concentrations at z ~ 0.74, but we have no other
possibility with the data available to tell if D3-43-S3 has a sig-
nificant mass or not.

We cut a subimage centred on our structure with a field of
view of 6.3’ x 6.3’ (corresponding to 2.74 x 2.74 Mpc?). This is
roughly the size of VLT/FORS2 images, which are well suited
for cluster weak lensing studies at this redshift (e.g. Clowe et al.
2006). We measure object positions using SExtractor (Bertin &
Arnouts 1996) and shapes using the latest imcat software tools
(Kaiser 2011). We then apply the standard KSB+ methodology
for PSF correction (Kaiser et al. 1995; Luppino & Kaiser 1997).
The full detail of the method applied will be found in Martinet
etal. (in prep.). The general idea is to measure the PSF distortion
on the stars in the image to subtract it from the galaxy shape mea-
surements. In practice, this information is retained in the fourth
moment of object surface brightness distributions. Stars are dis-
criminated from galaxies in a half-light radius versus magnitude
plot. A visual inspection of both stars and galaxies in the field is
mandatory to eliminate false detections, objects that are blended
or near saturated stars and artefacts. We also apply a correction
factor that represents the bias of our method and was calibrated
on STEP2 simulations (Massey et al. 2007). We eliminate cluster
and foreground galaxies to avoid diluting the signal, by consid-
ering photometric redshifts computed on the basis of u*, ¢/, 7/,
i’, 7, J,H, Ks (CFHTLS and WIRDS release, see Bielby et al.
2012) magnitudes. Given the precision of these photometric red-
shifts, we remove all objects at redshifts lower than the struc-
ture redshift plus 0.1, keeping only distant galaxies, the only
ones potentially sensitive to the D3-43-S3 mass concentration.
Finally, the shear catalogue is converted into a binned shear map,
which is then inverted into a convergence map following Kaiser
& Squires (1993). We then apply a Gaussian smoothing that al-
lows us to estimate the noise level in the map (van Waerbeke
2000). The density of background galaxies is ~18 galaxies per
square arcmin. The contours are given in numbers of sigma cor-
responding to the noise in the convergence map reconstruction.
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Fig. 6. CFHTLS ¢ band image of D3-43 overlaid with weak lensing
contours (see text). Red squares and blue circles are the galaxies with
known spectroscopic redshifts inside the z = 0.739 D3-43-S3 substruc-
tures #1 and #2, respectively. The green circle has a radius of 1 Mpc. We
show the positive sources as thick red contours and the negative sources
as thin cyan contours. The contours are given in numbers of sigma cor-
responding to the noise in the convergence map reconstruction, starting
with 1o.

The result is that D3-43-S3 is barely detected at a 30 level (see
Fig. 6). We note that given the quite low detection level, we did
not try to calibrate the weak lensing countours in terms of mass.

We show in Fig. 6 the weak lensing contours and the galaxies
with known spectroscopic redshifts in D3-43-S3 overlaid on the
CFHTLS ¢ band image. Twentytwo of the galaxies with known
spectroscopic redshifts are at less than 1 Mpc from the cluster
weak lensing centre. We will not discuss the weak lensing anal-
ysis of D3-6 since its detection level is smaller than 30

4. Properties of the galaxy populations
in the two structures

Publicly available photometric redshifts in the CFHTLS D3 field
are among the best available from ground-based data (computed
with LePhare, e.g. Coupon et al. 2009). Following Coupon et al.
(2009), we chose to limit our photometric redshift samples to
i’ <24 (g’ <25 with Fukugita et al. 1995).

We also verified that for the spectroscopic member galaxies
of D3-43-S3, the statistical uncertainty of the photometric red-
shifts was of the order of 0.037. To keep as many structure galax-
ies as possible in our samples, we then chose to select a slice of
+3 % 0.037 around the two clusters. The price to pay is the likely
inclusion of field galaxies satisfying this criterium. This contri-
bution is quite easy to remove statistically however, using for
example a comparison field (CF) taken in the CFHTLS D3 field
(with the same angular size as the considered cluster), empty
from any known candidate cluster and with galaxies selected in
the same photometric redshift range.

The remaining uncertainty in the cluster galaxy counts
comes from the catastrophic errors present in the photometric
redshifts. To take this uncertainty into account, we considered



C. Adami et al.: Two spectroscopically confirmed clusters in the CFHTLS D3 field

‘ T

3.5 —

L ® ]

r ° . ]

3L ] ® ® i i

a I~ i n

H - ]

5 as| ¢ ]

2 B¢ ]

£ r ]

2 [ e ]

=t L J

S L b

I L ]

15 ]

L. ! ! ! ]

—24 —-22 —-20 —18
Mi

35 I I ]

i ¢ & 7

L e

~af ¢ ¢ ]

Nbﬂ I~ n

® r ]

g op e + ]

5 esp ]

£ r ]
=]

E r ]

£ r ]

® R0 L] ]

= |- .

15 ]

L. ! ! ! ]

—24 —22 —20 —18

M i

Fig.7. Luminosity functions for the whole galaxy population of D3-6
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the i’ = 2490% completeness limit, applying the distance modulus and
the mean K-correction in the D3-6 and D3-43-S3 fields.

the percentage of such catastrophic errors in the CFHTLS deep
fields computed in Coupon et al. (2009): 4%. This was added
to the Poissonian error bars estimated for each magnitude bin in
what follows.

We then re-ran the LePhare code with both the Cosmos-
survey SEDs (e.g. Ilbert et al. 2010) and the Bruzual & Charlot
(2003) SEDs, fixing the redshifts of the selected samples to the
spectroscopic redshifts of the two structures. We only consid-
ered galaxies for which all the bands were available. This gave
us rest-frame absolute magnitudes, stellar masses, and star for-
mation rates (SFRs).

4.1. Galaxy luminosity functions

Galaxy luminosity functions were computed by counting the
galaxies along the D3-6 and D3-43-S3 lines of sight and sta-
tistically subtracting the empty field counts.

We then compared the rest-frame absolute i’ magnitude band
galaxy luminosity functions (in a 1.5 Mpc radius) of the two
clusters (Fig. 7). We note that K-corrections are already taken
into account in the absolute magnitudes and this allows us to
compare the luminosity functions of the two main structures. To
compare the two luminosity functions, first we had to increase
(0.07 towards the high values along the y-axis) the D3-6 values
by 18% to take the fact that the two structures are at different

35 |- .
N s i
Nﬂt})ﬂ L ]
FIA: ’ T 3 |
S 251 .
E r LI ]
z [ & &7 ]
< N ]
S L h
O 1 % 1 5
15 -
L I L T | I | L T | ]

—24 —22 -20 ~18

M i
35 |- ‘ .
N s i
& [ ]
®

g $ 1
5 oast I e -
E [ 4 { I3 1]
\Z] = i
< N ]
Peber by dri
15 -
L I | I | \T\ | ]

—24 —22 -20 -18

Fig. 8. Luminosity functions for the galaxies with morphological types
classified as later (blue crosses) and earlier (red disks) than Sb. Upper
panel: D3-6; lower panel: D3-43-S3.

redshifts into account. We limited the luminosity functions to
absolute magnitudes brighter than —18.5 (see Fig. 7). We then
performed 10000 realisations of the two luminosity functions
within the error bars and performed a Kolmogorov-Smirnov test
each time. The probability for the two luminosity functions to
originate from the same parent distribution was then found to
be higher than 99% for 47% of the realisations, and higher than
75% for 97% of the realisations. This clearly shows that the D3-
6 and D3-43 luminosity functions are not significantly different.

The next step is to consider the luminosity functions per mor-
phological type. This can be done by considering the modelled
types available in the photometric redshift catalogues. These
types go from 1 (elliptical galaxies) to 31 (starburst galaxies).
We divided our galaxy sample into types earlier and later than
Sb to generate Fig. 8.

We performed the same Kolmogorov-Smirnov tests and
found that for the D3-6 cluster, the probability for the early and
late-type galaxy luminosity functions to originate from the same
parent distribution was higher than 99% for 0% of the realisa-
tions, and higher than 75% for only 63% of the realisations. In
this case, we can conclude that the early and late-type galaxy lu-
minosity functions in D3-6 are probably different, and that this
cluster clearly has more late-type galaxies than early-type galax-
ies in the faint magnitude regime (this is quite obvious in Fig. 8).

The same exercise yields different results for the D3-43-S3
cluster. The probability that the early and late-type galaxy lu-
minosity functions originate from the same parent distribution
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Fig.9. Upper panel: stellar mass functions for the galaxy popula-
tions of D3-6 (pink circles) and D3-43-S3 (black disks). Lower panel:
SFR functions for the galaxy populations of D3-6 (pink circles) and
D3-43-S3 (black disks), in units of My/yr. In both plots, the vertical
lines show the values corresponding to the most stringent i band abso-
lute magnitude 90% completeness level.

is higher than 99% for 42% of the realisations, and higher than
75% for 100% of the realisations. In this case, we have similar

luminosity functions for early and late-type galaxies (as seen in
Fig. 8).

4.2. Star formation history in D3-6 and D3-43-S3

To investigate the stellar formation history in the galaxies of the
considered clusters more precisely, we first computed galaxy
stellar mass functions in D3-6 and D3-43-S3 (after statistical
subtraction of the empty field values). These are displayed in
Fig. 9. The two clusters exhibit very similar stellar mass func-
tions. Even if D3-43-S3 is richer than D3-6 for the highest stellar
mass bin, a Kolmogorov-Smirnov test shows that the two global
distributions (in the domain where the data are 90% complete)
are the same.

We also considered the SFRs of the galaxies in D3-6 and
D3-43-S3 (see Fig. 9). A Kolmogorov-Smirnov test shows that
the SFRs are very similar for both structures: probability greater
than 99% for 49% of the realisations, and higher than 75% for
100% of the realisations. Considering each bin of Fig. 9 sepa-
rately, the only significant differences occur towards high val-
ues of the SFR, with D3-43-S3 having more galaxies with SFR
of ~16 My/yr (these galaxies could have their SFR boosted by
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the ongoing merger taking place in D3-43-S3), and D3-6 having
more galaxies with intense SFR (~150 My/yr).

We estimated the SFR and stellar mass completeness levels
in the following way: we selected the galaxies with a magni-
tude differing by less than 0.1 from the i magnitudes at the 90%
completeness limit. We then computed the mean SFRs and stel-
lar masses for these galaxies and considered that these values
represented the SFR and stellar mass completeness levels.

5. Conclusions

With data obtained with GEMINI/GMOS and data taken from
the literature and NED, we spectroscopically confirmed two
structures initially detected with the AMACFI photometric red-
shift based cluster finder in the CFHTLS D3 field.

The first structure, D3-43-S3, can be decomposed into two
substructures, each with a velocity dispersion of ~350 and
~600 km s~!, which could be in the process of collapsing into
a large structure more or less along the line of sight. Since no
X-ray emission is detected, the interaction is probably not strong
yet, explaining the fact that we (barely) detect it in weak lensing
(where we are probably seeing the addition of the two structure
masses along the line of sight) but not in X-rays.

The D3-6 structure is found to be a single structure at
an average redshift z = 0.607, with a velocity dispersion of
423 km s~!. It appears to be a relatively low-mass cluster.

We also show that D3-6 and D3-43-S3 have similar global
galaxy luminosity functions, stellar mass functions, and SFR dis-
tributions. The only differences are that D3-6 exhibits a lack
of faint early-type galaxies, a deficit of extremely high stellar
mass galaxies compared to D3-43-S3, and an excess of very high
SFR galaxies.

Besides the fact that this work adds two compact galaxy
structures to the strategical and still relatively poorly cluster-
populated 0.5 < z < 1 redshift range, it also shows the power
of photometric redshift based techniques to detect and study
distant clusters (galaxy types, SFR, etc.), provided that a large
spectral coverage in the optical and near infrared is available.
Combined-approach cluster surveys (e.g. photometric redshifts
to detect them and X-rays or weak lensing to characterise them
in terms of mass) are also crucial. EUCLID is the perfect exam-
ple of such a mission for clusters, since it will combine weak
lensing and cluster detections based on photometric redshifts.
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Appendix A: DEIMOS/GMOS redshift comparison

We show in Fig. A.1 the difference between the GEMINI/GMOS
redshifts and the KECK/DEIMOS DEEP?2 redshifts as a function
of redshift.
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Fig. A.1. Comparison of Deep2 Keck/DEIMOS and GMOS/Gemini
redshifts. The solid horizontal line symbolises the perfect agreement.
The two dashed lines represent the 30- maximum uncertainty between
the two redshift measurements taking the resolution of the GMOS grism
and the smoothing of the spectra into account.

Appendix B: Examples of spectra

Below are four examples of spectra corresponding to flags 4, 3,
and 2 in Figs. B.1 and B.2.
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Fig. B.1. Two examples of Gemini/GMOS spectra with flags 4. Red la-
belled lines show absorption lines and blue labelled lines show emission
lines.
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Fig. B.2. Two examples of Gemini/GMOS spectra with flags 3 and 2.
Red labelled lines show absorption lines and blue labelled lines show
emission lines. From top to bottom: one spectrum with flag 3 and one
spectrum with flag 2.



A.3 Article 3: Guennou et al. 2014a

In this section, I review my contribution to the Guennou et al. (2014a) paper: Structure
and substructure analysis of DAFT/FADA galaxy clusters in the [0.4-0.9]
redshift range.

We study the structures of galaxy clusters for a subsample of 32 DAFT/FADA clus-
ters, using X-ray and spectroscopic data, with the aim of detecting substructures and
mergers. We model the X-ray emission of clusters and subtract it to XMM-Newton
images to identify residuals. Point sources are removed using Chandra observations or
AGN catalogs, to avoid considering them as residuals. For clusters with at least 15 spec-
troscopic redshifts, we apply a Serna & Gerbal (Serna & Gerbal 1996) analysis, which
hierarchically classifies galaxies according to their redshift and position. We estimate the
masses of detected substructures using a scaling relation to the galaxy luminosities. We
find that the percentage of mass included in substructures is about 5-15% and is roughly
constant with redshift, in agreement both with the general CDM framework and with
the results of numerical simulations.

My contribution to the paper is the computation of the masses of the substructures. In
the Serna & Gerbal method, a rough estimate of the mass of the substructure is computed
using a total mass-to-light ratio of 100. I refined this estimation, using a stellar mass-to-
light ratio for each galaxy from Kauffmann et al. (2003), and then a scaling relation of
the stellar mass with respect to the total mass. This scaling relation is calculated from
groups of galaxies studied in Giodini et al. (2009), as substructures have masses closer
to those of groups than of clusters. Both mass estimates agree for small substructures
(< 10% in mass) but they differ for some larger structures.

Due to their length, Annexes are not displayed but can be consulted on the online ver-
sion of the paper. They present the X-ray and/or spectroscopic study of each individual
cluster.
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ABSTRACT

Context. The DAFT/FADA survey is based on the study of ~90 rich (masses found in the literature >2 x 10'* M) and moderately distant clusters
(redshifts 0.4 < z < 0.9), all with HST imaging data available. This survey has two main objectives: to constrain dark energy (DE) using weak
lensing tomography on galaxy clusters and to build a database (deep multi-band imaging allowing photometric redshift estimates, spectroscopic
data, X-ray data) of rich distant clusters to study their properties.

Aims. We analyse the structures of all the clusters in the DAFT/FADA survey for which XMM-Newton and/or a sufficient number of galaxy
redshifts in the cluster range are available, with the aim of detecting substructures and evidence for merging events. These properties are discussed
in the framework of standard cold dark matter (ACDM) cosmology.

Methods. In X-rays, we analysed the XMM-Newton data available, fit a S-model, and subtracted it to identify residuals. We used Chandra data,
when available, to identify point sources. In the optical, we applied a Serna & Gerbal (SG) analysis to clusters with at least 15 spectroscopic galaxy
redshifts available in the cluster range. We discuss the substructure detection efficiencies of both methods.

Results. XMM-Newton data were available for 32 clusters, for which we derive the X-ray luminosity and a global X-ray temperature for 25 of
them. For 23 clusters we were able to fit the X-ray emissivity with a 8-model and subtract it to detect substructures in the X-ray gas. A dynamical
analysis based on the SG method was applied to the clusters having at least 15 spectroscopic galaxy redshifts in the cluster range: 18 X-ray clusters
and 11 clusters with no X-ray data. The choice of a minimum number of 15 redshifts implies that only major substructures will be detected. Ten
substructures were detected both in X-rays and by the SG method. Most of the substructures detected both in X-rays and with the SG method are
probably at their first cluster pericentre approach and are relatively recent infalls. We also find hints of a decreasing X-ray gas density profile core
radius with redshift.

Conclusions. The percentage of mass included in substructures was found to be roughly constant with redshift values of 5-15%, in agreement
both with the general CDM framework and with the results of numerical simulations. Galaxies in substructures show the same general behaviour
as regular cluster galaxies; however, in substructures, there is a deficiency of both late type and old stellar population galaxies. Late type galaxies
with recent bursts of star formation seem to be missing in the substructures close to the bottom of the host cluster potential well. However, our
sample would need to be increased to allow a more robust analysis.

Key words. galaxies: clusters: general

1. Introduction cluster redshift range, either from our own observations, or from

public databases.

DAFT/FADA is a nice complement to other cluster sur-
veys such as for example the Local Cluster Substructure Survey
(LoCuSS, X-ray selected, around z ~ 0.2, Smith et al. 2010),
the MAssive Cluster Survey (MACS, X-ray selected, z > 0.3,
but with only 12 clusters above z = 0.5, Ebeling et al. 2001a,
2007, 2010), or the Cluster Lensing And Supernova survey with
Hubble (CLASH, Postman et al. 2012) which analyses the high
mass end of the cluster population, with only 14 clusters in the
redshift range of our survey.

The redshift range chosen for the DAFT/FADA survey is
an important one in terms of studying cluster evolution. First,
because clusters have achieved nearly full growth in terms of

The DAFT/FADA survey' is based on the study of ~90 rich
(masses found in the literature >2 x 10'* M) and moderately
distant (0.4 < z < 0.9) galaxy clusters, all with HST imaging
data available. This survey has two main objectives. The first
one is to constrain dark energy (DE) using weak lensing tomog-
raphy on galaxy clusters. The second one is to build a database
of rich distant clusters to study their properties. The requirement
of obtaining photometric redshifts for the DAFT/FADA survey
fields has indeed allowed us to build a rich multi-band imaging
database for these clusters. For a number of them, we have also
obtained spectroscopic data for several tens of galaxies in the

* Tables 1, 2, 4 and Appendices A—C are available in electronic form
athttp://www.aanda.org
I PIs: M. Ulmer, C. Adami, and D. Clowe, see Guennou et al. (2010)
and http://cencos.oamp.fr/DAFT/ for a full description of the
project.

Article published by EDP Sciences

mass by redshift of about 1 (see review by Kravtsov & Borgani
2012, hereafter KB12, and references therein) and the DE den-
sity becomes the dominant form of energy density just be-
low redshift 0.4 (under the standard cold dark matter, hereafter
ACDM, cosmology). Second, clusters have acquired a hot and
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dense enough intracluster medium (ICM) to become detectable
at z < 2, and yet, clusters continue to evolve, with infalling
substructures present to current day, such as the Coma cluster
and the NGC 4839 subgroup (Neumann et al. 2003). The [0.4,
0.9] redshift range is also interesting because it spans a time
frame of about 3 Gyr, giving substructures time to infall, and
thus allowing comparison of the younger systems with the older
ones on a meaningful time scale. With a typical infall speed of
1000 km s~!, substructures have enough time to cross the cluster
about three times between z of 0.9 (age of universe 6.3 Gyr) and
0.4 (9.4 Gyr). Understanding how the three major components
(the ICM, the galaxies, and the dark matter concentrations that
are the seeds of clusters) form to grow into massive clusters is
still a work in progress though (KB12).

The cluster formation simulations all involve an assumption
about initial density perturbations and must include interplay be-
tween (at least) non-interacting cold dark matter (CDM) and the
evolution of the baryon content in the cluster, including the ICM
and galaxies.

While on the galactic scale there is a possible disagree-
ment between the number of subhaloes found and predicted (e.g.
Strigari et al. 2010), there have not been enough observations yet
at the cluster and substructure scales to require any adjustments
or re-examination of the ACDM paradigm.

Tonnesen & Bryan (2008) offer a useful review of clus-
ter substructure observations. Among the numerous papers
dealing with the observations of cluster substructures, we
can also quote for X-rays Bohringer et al. (1994), Dupke &
Bregman (2001), Furusho et al. (2001), Shibata et al. (2001),
Churazov et al. (2003), Bohringer et al. (2010), and Weissmann
etal. (2013). And in the optical: Adami et al. (2005), Ulmer et al.
(2009), Einasto et al. (2012), and Wen & Han (2013). However,
there has been little coupling of X-ray and optical data, espe-
cially in the redshift range [0.4, 0.9] of the DAFT/FADA sam-
ple. Over this time frame of about 3 Gyr, some galaxy groups
are infalling for the first or second time (e.g. Poole et al. 2007
and the present paper). As noted above, clusters have already ac-
creted enough material to become detectable by z ~ 1, and the
time scale from z = 0.9 to 0.4 is just sufficient for a substructure
to move in and out of a cluster.

Thus, we can compare our work with the predictions of sim-
ulations such as those by Poole et al. (2007) and the observations
of subgroups that are in the field. Further work done by Tonnesen
& Bryan (2008) also shows that the existence and properties
of subclusters affect the evolution of ram pressure stripping of
galaxies due to the local relative velocities between the substruc-
tures and the cluster galaxies. In related work on the ICM in
subgroups, Takizawa (2005), for example, has shown that sub-
clusters do not lose all their mass via ram pressure stripping, say,
in the first passage, which agrees with the simulations of Poole
et al. (2007). Thus, one would expect to see (as is observed) sub-
structure in some of the cluster X-ray emission images over all
redshift ranges below about 1. In complementary work by Gao
et al. (2012: the Phoenix project), they and others (e.g. Springel
et al. 2008a,b; Navarro et al. 2010, the Aquarius Project) predict
the fraction of mass clusters made up of subclusters (at z = 0,
however), and we can compare our results (albeit at higher red-
shift) with those simulations as a first step in linking these cluster
formation codes with our observations.

Our data could therefore lead to improvements in the sim-
ulations to describe the substructure mass fraction growth and
evolution over the z = 1-0 time frame in a more quantitative
way than results obtained, for example, by simulation movies
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(e.g. Diemand® and Hydro-ski®) or images (e.g. Borgani &
Kravtsov (2009). Perhaps the present paper and future observa-
tional papers will encourage more quantitative simulations and
their analysis.

From an observational point of view, the substructure form-
ing groups that clusters continue to accrete at later epochs than
z =~ 1 have smaller scales than do the clusters themselves or
those of larger groups accreted above about z ~ 2 (e.g. Adami
et al. 2012; Connelly et al. 2012). The existence of such groups
of galaxies has been confirmed up to z ~ 1.3 (e.g. Gerke et al.
2007 or Lilly et al. 2009) and groups are very common at lower
redshifts (e.g. Carlberg et al. 2001). This also implies differ-
ent mechanisms in the group accretion (e.g. simulated in Poole
et al. 2007, see also KB12) than during the initial cluster forma-
tion and should have direct consequences on the cluster dynam-
ical state, which can be probed by detecting substructures. The
search for substructures in the [0.4, 0.9] redshift range thus al-
lows us to search for traces of this accretion mechanism inside
galaxy clusters. This search can be made either in the galaxy
distribution or in the ICM through X-ray data.

We primarily used data from the XMM-Newton archive to
detect substructures in all the clusters of the DAFT/FADA sur-
vey for which such data were available (about half of the sam-
ple) and then we carried out follow-up Chandra analysis. A re-
view of methods available to search for substructures in X-rays
can be found in Andrade-Santos et al. (2012). In the optical,
we used the Serna & Gerbal (1996, hereafter SG) hierarchical
code (based on spectroscopic redshifts and optical magnitudes)
to detect optical substructures. A number of better-known meth-
ods are available to search for substructures in the optical, such
as the A-test (Dressler & Schechtman 1988), which searches
for deviations in the local mean velocity and velocity disper-
sion from the overall values. However, the SG method is quite
powerful for showing evidence of substructuring, as illustrated
by the results for a number of different clusters, at low redshift
(Abell 496: Durret et al. 2000; Coma: Adami et al. 2005, 2009;
Abell 780: Durret et al. 2009; Abell 85: Boué et al. 2008), mod-
erate redshift (Abell 222/223: Durret et al. 2010), and high red-
shift (RX J1257.2+4738: Ulmer et al. 2009). The SG method
has also been extensively tested on simulations by Guennou
(2012), in particular on the effect of undersampling on mass
determinations.

Our aim in this paper is to investigate the structure of the
DAFT/FADA clusters for which X-ray and/or optical spectro-
scopic+imaging data are available. This will improve our knowl-
edge of clusters (analysed in a homogeneous way) in the [0.4,
0.9] redshift range.

As we show below, at least in a general way, there is agree-
ment between theory (simulations) and our observations of sub-
structure in rich clusters, but further work is needed on both
fronts to determine if the standard ACDM model of the Universe
needs any modification with regards to the effects of the CDM
on the growth of large scale-structures in the Universe.

The paper is presented in the following way. In Sect. 2, we
present the X-ray data, analyses, and results. Section 3 is dedi-
cated to optical data and SG analyses. Our results are presented
in Sect. 4 and summarized in Sect. 5. The majority of the fig-
ures (X-ray images and X-ray residuals over an azimuthally av-
eraged S-model, spectroscopic redshift histograms), except for a
few illustrative ones, are grouped in the Appendices (available
in electronic form).

2 http://krone.physik.unizh.ch/~diemand/clusters/
3 http://astro-staff.uibk.ac.at/~hydroskiteam/
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We adopted the Dunkley et al. (2009) concordance cos-
mological model (Hy = 71.9 km s™' Mpc™', Q, = 0.742,
On = 0.258).

2. X-ray data and data analysis

We retrieved XMM-Newton data from the public archive and
only kept the clusters with data of sufficient quality and depth
(typically those for which the relative error on the MOSI1
count rate, hence the X-ray luminosity, is less than 20%).
The XMM-Newton data obtained with the EPIC-MOS (Metal
Oxide Semi-conductor) instruments were reduced using the SAS
(Science Analysis System developed by the XMM-Newton team)
tool from the Heasarc package. After this we applied the code
created by Andy Read to remove flares, using a 30 clipping tech-
nique, and we calibrated the images.

2.1. Basic parameters

We analysed the XMM-Newton data available for 42 clusters to
derive their X-ray temperatures and luminosities and search for
substructures. A spatial analysis was possible for 32 of these
clusters, but only 23 had deep enough X-ray data for a really
robust spatial analysis (i.e. the S-model ftting process converged
for those 23 clusters).

The information on the 32 clusters in our sample that have
usable XMM-Newton data is given in Table 1. X-ray luminosities
in the [0.5, 8.0] keV interval were computed for all of them, but
in seven cases the X-ray emission was not sufficient to estimate
the temperature of the X-ray gas. For 17 clusters that we have
in common with Baldi et al. (2012), we compared our X-ray
gas temperatures and find good agreement (mean difference of
—0.27 keV with a dispersion of 1.34 keV).

Though the main aim of this paper is to study the substruc-
tures in the DAFT/FADA survey, we computed the gas masses
and total masses for the 25 clusters with measurable X-ray tem-
peratures, and these masses can give interesting information on
cluster properties. We estimated the X-ray gas masses and total
masses in the rsgq radius for the clusters with reliable X-ray tem-
peratures using the proxy calculated by Kravtsov et al. (2006),
based on simulations with cosmological parameters close to
ours. The parameters of the proxy determined by Kravtsov et al.
(2006) are given for relaxed and unrelaxed clusters, and for z = 0
and z = 0.6, with small differences from one category to an-
other. Because our X-ray clusters cover a redshift range between
0.4 and 0.9, and some are relaxed and some are not (and in a
number of cases we cannot classify our clusters as relaxed or
unrelaxed), we took average values in the Kravtsov et al. (2006)
Table 2 (log;oC = 14.4 and @ = 1.500) to obtain the following
formulae (which give the gas and total masses in solar masses as
a function of the X-ray gas temperature k7 in keV):

2.5 % 10" (kTiev |
X—(ﬂ) M. (1)

11.2 3

To compute the total mass, we decided to take one of the best
determinants, also given by Kravtsov et al. (2006):

Yx =kT X Mgas,500~

Mgas,SOO =

2

Using the average values of the parameters (for all redshifts and
all clusters: log;oC = 14.27 and @ = 0.581), we computed the
total mass with the relation:

0.581

Mo 500 = 10427 x (

Mo. 3)

i)
4.0x 1013

Total masses may be slightly underestimated here, since the stel-
lar contribution (stars in galaxies and intracluster light) has not
been taken into account (though it has been shown not to be neg-
ligible, see e.g. Gonzalez et al. 2007). The corresponding masses
are given in Table 1. In the case of unrelaxed clusters, we may
expect the total masses derived from X-rays to be overestimated
(e.g. Mamon 2000; Chon et al. 2012, and references therein).

2.2. Model subtraction to search for substructures

The X-ray images, with a pixel size of 3.2 x 3.2 arcsec?, were

then fit with an azimuthally symmetric elliptical S-model (as
given by Sherpa®):

21-36+0.5
1+ (L) } +b
Te

where X(r) is the surface brightness as a function of radius r, X
is the central surface brightness, . the core radius, S the shape
parameter, and b accounts for the background, which is assumed
to be constant throughout the image.

To analyse the best quality data possible to search for sub-
structures, we had to make a compromise between having a high
number of photons to improve our detections and avoiding ar-
tifacts due in particular to the superposition of images obtained
with different detectors (and thus summing up their defects). In
this context, to limit the number of artefacts, we ignored the
observations that were contaminated by bad pixels and/or had
CCD gaps passing through the cluster image, mainly the PN and
sometimes the MOS-2 data.

We opted to model our clusters with a simple beta-model
rather than with more complex ones, such as the “modified
B-model” (e.g. Vikhlinin et al. 2006) or double S-model (e.g.
Eckmiller et al. 2011). The reason is that many of our clusters
are very faint and have a small angular size, and their cores are
hardly resolved by XMM. This makes it very difficult to give
meaningful constraints for models with 12 or more free parame-
ters (remembering that we are also fitting the ellipticity, position
angle, and coordinates of the centre). Therefore, to compare all
clusters uniformly we used the standard 2D B-model described
above.

This model represents a relaxed cluster with a homogeneous
gravitational potential, simulated with the Sherpa tool® from
CIAOS. The residuals were computed as the difference between
the image and the fit, allowing us to bring out any perturbation
from a homogeneous gravitational potential due to the substruc-
tures that are not completely merged with the cluster yet. This
is a classical technique used, for example, to study the Coma
cluster with XMM-Newton (Neumann et al. 2003).

Results for each cluster are shown in the Appendix and a
summary of the properties of the X-ray detected substructures
is given in Table 2, together with other quantities described in
Sect. 4.3. We only give the SG-estimated velocity dispersions
for substructures also detected in X-rays.

() = 2o

2.3. Assessing substructure detections with simulations

To test our method of identifying substructures in X-rays, we
have generated a series of synthetic X-ray images. These images

4 http://cxc.cfa.harvard.edu/sherpa4.4/ahelp/beta2d.
html

> http://cxc.harvard.edu/sherpa4.4/index.html

® Chandra Interactive Analysis of Observations, see http://asc.
harvard.edu/ciao
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1.0
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oy 99 15 21 28 38 31 67 9 12 16
count/pixel

Fig.1. A few examples of simulated images showing the situation
where the subcluster can be easily detected (low redshift, well sepa-
rated) and the case where the subcluster is hardly seen (high redshift,
small separation). See text for more details.

consist of a primary luminous cluster and a fainter subcluster,
both represented by a projected S-model, with 8 = 0.6 (a typ-
ical value, see e.g. Jones & Forman 1984). The surface bright-
ness per pixel is converted in counts/s taking the MOS response,
the cluster temperature, and the K-correction, which is impor-
tant given the redshift range we are covering (0.4 < z < 1.0)
into account. The simulated cluster temperature is fixed using
an Lx — Tx scaling relation (Xue & Wu 2000). The cluster im-
ages are then generated assuming a Poisson distribution for each
pixel.

We assumed the equivalent of 50 ks, 25 ks, and 10 ks
exposures. This optimally covers our range of exposure du-
rations (see Table 1). The synthetic images have a scale of
3.2 arcsec/pixel, corresponding to the binning we used. We
added a flat Poissonian background with a count rate of 6.6 X
1077 counts s~! arcsec™?, corresponding to the typical on-axis
MOS background in the [0.3-8.0] keV band observed in our
(real) images.

We generated synthetic images in a coarse grid (see Fig. 1)
where the cluster and subcluster were separated by either 6 or
12 pixels (19.2 arcsec and 38.4 arcsec, or ~140 and 280 kpc
at z = 0.7). For both separations, we fixed the luminosity ratio
at 1/5 and 1/2, with the luminosity of the primary cluster fixed
to be either Ly = 5 x 10% or 2 x 10* erg s~!. Images were
generated between redshifts 0.4 and 1.0 in steps of 0.1. In this
way, we generated 42 simulated images per exposure time (126
in total), to which we can apply our X-ray substructure detection
procedure. The analysis of these simulations is given in Fig. 2
for 50 ks exposures (small bumps in the curves are due to hot
pixels coinciding with a substructure, which artificially increase
the S/N).

We also show in Fig. 3 the detection limits of the 50 ks,
25 ks, and 10 ks runs overlaid on our cluster distributions in
a plot of useful XMM-Newton exposure time as a function of
redshift. The results can be summarized as follows. There are
indeed no clusters without detected substructures in Fig. 3 lo-
cated inside the area where we theoretically cannot detect sub-
structures. The detection of a substructure strongly depends on
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Fig. 2. Detection level (in o units) of the X-ray simulated substructures
(50 ks exposures) versus redshift. Lower panel: 2.0x 10* erg/s cluster +
0.4 x 10* erg/s subcluster (close 2.0_0.4) and 2.0 x 10* erg/s cluster +
1.0 x 10* erg/s subcluster (close 2.0_1.0). Separated by 6 px in both
cases. Middle panel: 5.0 x 10* erg/s cluster + 1.0 x 10* erg/s subclus-
ter (close 5.0_1.0) and 5.0 x 10* erg/s cluster + 2.5 x 10* erg/s sub-
cluster (close 5.0_2.5). Separated by 6 px in both cases. Upper panel:
5.0x 10* erg/s cluster + 1.0x 10* erg/s subcluster (distant 5.0_1.0) and
5.0 x 10* erg/s cluster + 2.5 x 10* erg/s subcluster (distant 5.0_2.5).
Separated by 12 px in both cases. When the line stops, it means that the
subcluster is no longer detected. The close 2.0_0.4 configuration, for
example, provides detections of the subcluster only up to z = 0.5 at the
2.50 level.

its X-ray luminosity (more than on the ratio of the luminosity of
the substructure to that of the main structure). The more lumi-
nous the substructure, the better it is detected at high redshift.
The distance between the substructure and the cluster centre
does not change the maximum redshift of the detection, but has
an influence on the significance level of the detection. It is easier
to detect a substructure far from the cluster centre.

To be more quantitative, simulations predict the detection of
substructures brighter than 1.0 x 10* erg/s in our redshift in-
terval, while fainter substructures should be detected only for
z < 0.5. This is consistent with our results: all the substruc-
tures that we detect are brighter than 10* erg/s except three
(Abell 851, RXC J1206, and LCDCS 0504), out of which the
first two clusters are at z < 0.45. In three quarters of the
cases, we also detect residuals of the cluster itself at a 2.50
level. Therefore, potential substructures detected very close to
the cluster centre are probably only residuals from the cluster
itself, and not real substructures.

The results of these simulations allow us to indicate in
Table 1 whether a substructure was detected or not. If it was
not detected, these simulations allow confirming that there is in-
deed no substructure above the solid lines in Fig. 3, or if sub-
structures, if any, are below our detection limit (the solid lines in
Fig. 3). Open symbols touching the solid lines were flagged 0/-1
in Table 1.

2.4. Contamination by point sources

In some of the residual images it was difficult to distinguish sub-
structures from point sources owing to the limited spatial res-
olution of XMM-Newton. To check this point, we considered
Chandra images when available. Thanks to their very good an-
gular resolution, these data allowed us to locate bright point
sources, which were usually bright enough not to be plagued
by the relatively poor Chandra collecting power.
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Fig. 3. Clusters in our sample in diagrams of useful XMM-Newton expo-
sure time versus redshift. Filled symbols are clusters with one or more
detected substructures, and open symbols clusters without any detected
substructures. Solid lines are susbstructure detection limits below which
it is not possible to detect a substructure. Upper panel: red symbols
are clusters brighter than 5.0 x 10* erg/s with detected substructures
fainter than 2.5 x 10* erg/s and more distant than 7 pixels from the
cluster centre (or no detected substructures). Blue symbols are clusters
brighter than 5.0 x 10* erg/s with detected substructures brighter than
2.5 x 10* erg/s and more distant than 7 pixels from the cluster centre.
Middle panel: red symbols are clusters brighter than 5.0x10* erg/s with
detected substructures fainter than 2.5x 10* erg/s and less distant than 7
pixels from the cluster centre (or no detected substructures). Blue sym-
bols are clusters brighter than 5.0 x 10* erg/s with detected substruc-
tures brighter than 2.5 x 10* erg/s and less distant than 7 pixels from
the cluster centre. Lower panel: red symbols are clusters fainter than
5.0 x 10* erg/s with detected substructures fainter than 0.4 x 10* erg/s
and less distant than 7 pixels from the cluster centre (or no detected
substructures).

Second, we also searched for all X-ray point sources known
as AGN and QSOs in the fields covered by XMM-Newton but not
by Chandra. This was done via the NED and Vizier databases,
as well as with our own spectroscopic observations (see below).
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Fig. 4. X-ray luminosity as a function of X-ray temperature for our clus-
ters on a logarithmic scale. The blue crosses and red circles represent
clusters with redshifts respectively lower and higher than 0.6. The cen-
tral green dashed line represents the Lx—Tx relation found by Takey
etal. (2011), and the blue and pink dashed lines indicate the uncertainty
on this relation.

Most of the time, public databases referred to the work by
Gilmour et al. (2009).

2.5. Validation of X-ray luminosities and temperatures

Even though this was not one of the primary goals of the present
study, it was important to validate our X-ray measurements. We
plot the X-ray luminosities as a function of the X-ray tempera-
tures in Fig. 4, with different symbols for the clusters at redshifts
lower and higher than 0.6 (the redshift limit of Takey et al. 2011),
and we plot on the same figure the Takey et al. (2011) relation.
We can see that our X-ray data agree reasonably well with the
Takey et al. (2011) Lx—Tx relation. If we try to separate clusters
with and without substructures, we find no obvious dependence
in the relation between Lx and Tx and the level of substructur-
ing, perhaps because of the relatively small size of our sample.

3. Optical data and Serna & Gerbal analysis
3.1. Optical imaging and spectroscopic data

Our survey was initiated for clusters with HST images available,
generally at least in the F814W band. We obtained deep optical
imaging for most of the clusters in several bands, with various
telescopes (Blanco, Calar Alto, CFHT, Gemini, GTC, SOAR,
TNG, VLT, WIYN, WHT). Part of the images were also taken
from observatory archives (e.g. CFHT, Subaru, ESO). We are
also presently in the process of acquiring infrared J band images
to have better constraints on the photometric redshifts of distant
galaxies (for weak lensing tomography)’.

The galaxy magnitudes used here were measured in the
V photometric band images, calibrated and extinction-corrected
in the usual way (see Guennou et al. 2010). Some archive im-
ages were observed in other bands, and in this case they were
converted into the V band following Fukugita et al. (1995).

We retrieved all the galaxy spectroscopic redshifts avail-
able in NED, VizieR, and in the literature in a region of radius

7 http://cencos.oamp.fr/DAFT/
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Table 3. Clusters with no usable X-ray data but with more than
15 galaxy redshifts in the cluster range.

Name RA Dec z Nz
C1J0023+0423B 5.96587 437797 0.8453 23
CXOMPJ 6.70917 17.32658 0.4907 29
002650.2+171935

CXOMPJ 137.86083 5.83681 0.7682 18
091126.6+055012

LCDCS 0110 159.46917 -12.72889 0.5789 18
LCDCS 0130 160.17333  -11.93083 0.7043 30
LCDCS 0172 163.60083 -11.77167 0.6972 48
LCDCS 0173 163.68125 —-12.76389 0.7498 37
CL J1103.7-1245a  165.89542 —-12.77944 0.6300 19
CXOMP J 169.35875 7.72639 04770 36
111726.1+074335

LCDCS 0340 174.54292 -11.56639 0.4798 51
LCDCS 0531 186.97458 -11.63889 0.6355 24
LCDCS 0541 188.12708 —12.84250 0.5414 80
CIG J1236+6215 189.16500 62.26500 0.8500 40
XDCS mfJ 197.50792 32.35278 0.4370 19
131001.9+322110

NSCSJ 200.91500 30.37600 0.461 19
132336+302223

MIMO98 034 203.80742 37.81564 0.383 16
3C 295 Cluster 212.83396 52.20251 0.4600 66
GHO 1601+4253 240.80762 42.76005 0.5391 50
RX J1716.4+6708 259.20667 67.14167 0.809 37

Notes. (1) Name (as in NED), (2) right ascension in degrees (J2000.0),
(3) declination in degrees (J2000.0), (4) redshift, (5) number of galaxies
with redshifts in the cluster range.

5 arcmin around each cluster centre. Such a zone corresponds to
a radius of 1.59 Mpc at z = 0.4 and 2.24 Mpc at z = 0.8, and
therefore covers the entire cluster. We also added redshifts that
we obtained during several observing runs with 8 m telescopes
(42 redshifts obtained with GMOS on the Gemini telescope and
60 obtained with FORS2 on the VLT). Typical errors on the ve-
locities measured with FORS?2 are +180 km s~! (see Guennou
et al., in prep.). For redshifts taken from NED, the uncertainties
are not given, so we assume them to be comparable to those of
our FORS?2 data.

Gemini/GMOS spectroscopy has a resolution of 7 A/px (see
Guennou et al. 2013 for details). The targeted objects were
brighter than I, ~ 24, and the reduction was made with the
IRAF package and the Gemini/Gmos environment.

VLT/FORS2 spectroscopy was obtained during ESO period
85 (programme: 085.A-0016) with a resolution of 3 A/px. The
targeted objects were brighter than I,z ~ 23. We applied the
standard ESO reduction since it proved to be good enough to
measure redshifts for most of our targets.

In order not to eliminate a priori galaxies that could be close
to the clusters on the line of sight, we applied the SG method
(see below) to all the galaxies with measured redshifts. For each
cluster, the number of galaxies in the cluster redshift range is
given in Tables 1 and 3. The cluster redshift range is defined
as the range within +0.025 of the mean cluster redshift (which
corresponds to +3 times the maximum velocity dispersion ob-
served in clusters: ~1500 km s™!).

Galaxy spectroscopic redshift histograms are given in the
Appendix. In most cases we only show a zoom around the mean
cluster redshift. When necessary, a full redshift histogram is also
given (e.g. when several structures are detected along the line

A112, page 6 of 60

100 T T T T T
mass error < 20%

mass error < 100%

80

60

40

20

Reference sample substructure percentage
T T [ T T T [ T T T [ T T T [ T T T
TR T T A T T YT O AN Y N N

0 \ \ |
80 60 40

Completeness %

Fig. 5. Effects of the undersampling of the input spectroscopic cata-
logue on the results of the SG method. The figure shows the percent-
ages of substructures in the total reference cluster sample (versus the
spectroscopic catalogue completeness percentage) for which the mass
estimates are plagued by an error of less than X% (compared with the
100% complete spectroscopic catalogue). Blue lines are for X = 20%,
green lines for X = 50%, and red lines for X = 100%. Continuous
and dashed lines respectively correspond to substructures that merged
and that did not merge with other substructures during the spectroscopic
catalogue resampling process.

of sight and/or when the cluster redshift given in NED could be
wrong).

3.2. Searching for substructures by applying
a Serna & Gerbal analysis: the method

For each cluster, the catalogue of galaxies for which positions,
spectroscopic redshifts and magnitudes were available was anal-
ysed with the SG method, in a region comparable to the X-ray
image (when available). We limited our sample to the clusters
having at least 15 spectroscopic galaxy redshifts in the cluster
range. Assuming a mean number of three SG detected substruc-
tures per cluster, this allows us to have statistically about 5 galax-
ies per substructure, close to the number required to avoid being
too affected by incompleteness (see below).

The SG hierarchical method calculates the potential bind-
ing energy between pairs of galaxies and detects substructures
taking positions and redshifts into account. The output is a file
containing lists of galaxies distributed in a hierarchical way. For
example, structure 1 will be the cluster and structure 2 will be
galaxies outside the cluster. Structure 1 will then be divided into
11 and 12, etc.

Assuming a value of 100 (in solar units) for the total mass-
to-stellar luminosity ratio (but results do not strongly depend
on this quantity, e.g. Adami et al. 2005), galaxy magnitudes
can be transformed into masses, and approximate values can be
estimated for the total masses of the various substructures de-
tected by the SG method. The comparison with other mass es-
timates (see Sects. 3.4 and 4.2) strongly suggests that the abso-
lute values of the optical masses estimated by the SG method
cannot be considered as fully reliable. However, mass ratios
(i.e. when trying to determine if a substructure is more mas-
sive than another one) can be considered as robust, keeping in
mind, however, that assuming a constant M/L for all galaxies
is probably an oversimplification. Figure 5 allows us to esti-
mate the typical uncertainties on these mass ratios. Considering



L. Guennou et al.: Substructures in 0.4 < z < 0.9 clusters

only completeness levels lower than 80% (we never reach higher
completeness levels in spectroscopy), the typical dispersion in
mass estimates is of the order of 18%. The mass ratios of two
such masses therefore must have uncertainties of the order of
25% (the quadratic sum of the relative uncertainties on cluster
and substructure masses, both taken to be 18%). By 25%, we
mean that if a mass ratio is 40%, the uncertainty on this value
will be 0.25 x 40% = 10%. Typical uncertainties on the mass
ratios computed with the scaling law method (see below) are es-
timated to be of the same order, however we neglect here the un-
certainty on the M/L ratio assumed for the galaxies. This, by the
way, makes any comparison between the stellar and total masses
of the substructures difficult, in particular because by assuming
the same M/L ratio for all galaxies, mass ratios are in fact just op-
tical luminosity ratios. Given the typical uncertainties estimated
above, we chose not to give the actual values of the mass ratios
in Tables 2 and 4, but rather to give estimates of these values in
10% wide intervals.

3.3. Results of the Serna & Gerbal analysis

A summary of the substructures (if any) found by the SG method
for each cluster is given in Table 2.

3.4. Influence of the undersampling of redshift catalogues

An important question concerning the application of the
SG method is that of estimating how the undersampling in the
optical spectroscopy of galaxies can affect our results. To es-
timate the importance of this effect, we considered six refer-
ence clusters from the literature that have more than one hun-
dred spectroscopic redshifts in the cluster redshift range and in
various dynamical states (relaxed, with minor, or with major on-
going mergers). We observed the changes in the results depend-
ing on the completeness of the input catalogue. The clusters that
were considered (and total numbers of galaxy redshifts in paren-
theses) were Abell 85 (815), Abell 168 (695), Abell 496 (499),
Abell 851 (211), Abell 2744 (131), and Coma (595).

To estimate the effects of undersampling, we considered be-
tween 100% and 10% of the complete catalogue for each of
the six clusters. At each step we randomly took out 10% of the
galaxies, reapplied the SG, and checked the results to detect dif-
ferences with growing incompleteness. This is what we call in
the following the resampling process of the spectroscopic cat-
alogue. In this way, we can observe the impact of the under-
sampling on substructure detection and its effects on the results
(numbers of substructures found and corresponding masses) de-
pending on the richness of the substructures.

As expected, substructures with many members tend to be
detected down to lower completeness levels, while substructures
with few members disappear faster when the undersampling in-
creases. Typically, substructures detected with more than six
members in the original spectroscopic catalogues will remain
detected by the SG analysis down to completenesses of ~50%
to 30%.

The precision on the mass of the substructures detected by
the SG analysis varies with completeness level, as seen in Fig. 5.
We distinguished two cases: (1) a given substructure is artifi-
cially merging with another one during the spectroscopic cat-
alogue resampling process (this process will naturally tend to
overestimate the substructure masses) and (2) a given substruc-
ture is not polluted by other substructures during the spectro-
scopic catalogue resampling process. Figure 5 shows that the

SG precision on the mass remains better than 50% for about half
of the sample down to incompletenesses of about 60%, while the
SG analysis is not able to estimate the mass of most of the sub-
structures precisely for completeness levels lower than ~50%.

As a further test of the influence of undersampling on our
results, we also applied the SG method to a halo from the
Millennium simulation (halo #51 037 100 000 000). This halo
has a theoretical mass of 4.4 x 10'* M, and is at a redshift
z = 0.37. It has 23 subhaloes with more than three galaxies.

Considering the mass resolution of the Millennium simula-
tion, if we use the same semi-analytical models as those applied
to the CFHTLS clusters (Adami et al. 2010) we estimate that the
completeness limit in this halo corresponds to an absolute mag-
nitude M; ~ —17.5, which roughly corresponds to the complete-
ness limit of the DAFT/FADA survey. In this simulated cluster, if
we consider 100% of the galaxies, the SG method detects the five
most massive substructures (numbered from #1 to #5), the mass
of the least massive one (#5) being 3.5 x 10'2 M. Two smaller
structures are also detected with masses of 7.9 x 10'' M, and
5.2x 10" M.

If we now randomly remove 10% of the galaxies from the
initial simulated galaxy catalogue, then 20%, etc., we start to
lose some of the initially detected substructures. The percentage
of undersampling inducing the loss of a given substructure is the
result of a complex interplay between the intrinsic richness of the
substructure (a poor substructure will obviously be easier to lose
when undersampling the catalogue) and the galaxy mass distri-
bution in the substructure (a cD-dominated substructure will be
easier to lose if the cD is removed). For example, because sub-
structure #1 is both very rich (451 galaxies) and not strongly
cD-dominated (only 19% of the total mass of the substructure
is associated with the cD), we are able to detect it down to a
sampling rate of only 10%. The other substructures disappear
between sampling rates 90% and 10%, but as a general state-
ment we can say that we are able to detect some of the most
massive substructures down to about 30% of the original sam-
pling. The mass estimate remains within a factor of 2 down to
40% sampling.

We also see below that in most cases massive substructures
are detected both in X-rays and with the SG analysis, when both
types of data are available. However, since the SG mass estimate
is sometimes inaccurate, we describe in the next section an al-
ternative way to estimate the mass of a substructure based on
optical data.

3.5. Alternative determination of the masses
of the substructures detected by the Serna & Gerbal
method

As mentioned above, the SG algorithm allows the total structure
masses to be estimated in a rather crude way, since the mass-to-
luminosity ratio (set to M/L = 100) is assumed to be the same
for all the galaxies. However, the exact value of M/L does not
strongly affect the substructure content since it mainly relies on
the spectroscopic redshifts of galaxies, as shown for example by
Adami et al. (2005). We have then developed a new method to
estimate masses of the substructures detected with the SG algo-
rithm based on more physical arguments. It is well known that
the stellar-to-luminosity ratio of a galaxy depends on its spec-
trum, hence on its magnitude (e.g. Bell et al. 2003; Tremonti
et al. 2004; Cappellari et al. 2006). Following this, we propose
to apply a different stellar mass-to-light ratio to each galaxy, de-
pending on its luminosity, and then to convert the stellar mass
of the substructure to its total mass (i.e. including X-ray gas and
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dark matter) using the cluster scaling relation between those two
quantities.

We first compute absolute magnitudes by calculating the dis-
tance modulus for each galaxy. This is made possible by our
only using galaxies with an accurate spectroscopic redshift. We
then convert our V-band magnitudes to the g-band, applying a
colour correction of g — V = 0.28, as found in Fukugita et al.
(1995). This allows the stellar mass-to-light ratio to be esti-
mated, as measured for SDSS data for an “average type” galaxy
by Kauffmann et al. (2003, see their Fig. 14). Each galaxy is
assigned its own stellar mass-to-light ratio and luminosity, tak-
ing an absolute magnitude of 5.11 for the Sun in the g-band.
Summing the stellar masses of the galaxies belonging to the
substructure provides us with the estimated stellar mass of the
substructure.

The last step is to convert stellar masses to total masses using
the following scaling relation defined by Giodini et al. (2009) for
clusters within rsgg:

M
S (5.0+0.1)x 1072 (
M,

tot

Mo,

ot 4
5x 1013 M, @)

)—0.37¢0.04
One must note that the +0.04 uncertainty on the exponent in the
previous equation results in large error bars on the total substruc-
ture mass (about 85%).

We calculated substructure masses following this method
and compared them to those calculated with the SG method for
the 18 clusters with optical substructures and X-ray data (e.g.
Table 2) and we have a rough overall agreement. We are aware
that none of these methods gives the exact mass of substructures,
so we present both to cross check our mass ratios. When the re-
sults obtained with both methods agree, we have a good chance
of having a reasonable estimate.

We also calculated substructure masses for the clusters to
which we applied the SG method but for which no X-ray analysis
was possible, and give results in Table 4.

4. X-ray gas distribution

The results for the invidual clusters with X-rays and/or a
SG analysis are described in the Appendix. In Appendix A, we
give a full X-ray (and optical when enough galaxy redshifts are
available) analysis for the clusters with usable XMM-Newton
data. In Appendix B, we present the SG analysis for the clusters
with no usable X-ray data but with at least 15 galaxy redshifts
in the cluster range. In Appendix C we give brief notes on the
clusters for which we have little spatial information, but which
are worth mentioning in particular because several of them seem
to have redshifts differing from those given by NED.

4.1. Cluster core radius versus redshift

We first investigate the possible variations in the cluster X-ray
gas distribution (modelled by a S-model) versus redshift. There
is no significant correlation between the redshift and the S-model
slope. We may, however, detect a tendency between the S-model
core radius and the redshift (see Fig. 6). To produce this fig-
ure, we first only selected clusters for which the S-model fit-
ting provides a converging solution (true for ~80% of the clus-
ters). Then, we eliminated double clusters as CL J0152.7-1357.
Figure 6 shows that clusters at redshifts lower than 0.65 tend to
have larger core radii.

If we now eliminate the clusters with X-ray-detected sub-
structures for which the core radius may be biased the tendency
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Fig. 6. S-model core radius as a function of redshift for the considered
clusters (see text). The circled disks are the clusters with detected X-ray
substructures. The two lines symbolize the z = 0.65 limit and the max-
imal value of the core radii for z > 0.65 not significantly substructured
clusters (from an X-ray point of view).

is even more pronounced. The respective mean core radii are
76 + 42 kpc, 93 + 45 kpc, and 34 + 13 kpc for the clusters in the
redshift bins [0.4; 0.5], [0.5; 0.65], and [0.65; 0.9]. Even though
our sample is limited (only 16 clusters in total after all the selec-
tions), it suggests that the highest redshift clusters are younger
structures that have not yet accreted large amounts of matter and
therefore have smaller core radii. However, this could be due to
several selection effects, since our cluster sample is not homoge-
neous in terms of numbers of detected clusters versus redshift:
it is a collection of clusters known in the literature to which we
applied simple criteria on mass and available data (see Sect. 1).

The first question is to know if the XMM-Newton data we
have in hand are able to measure large core radii at z > 0.65.
The collected XMM-Newton data are of two types: (1) pointed
observations for which the cluster was the main target or (2)
observations made for other purposes and where clusters were
observed by chance.

We can hope that type (1) XMM-Newton pointings will not
be too affected by the inability to measure core radii, because
exposure times have been selected by the original PIs to specifi-
cally study the clusters and modelling a gas distribution is one of
the most basic tasks. To test this point, we computed that ~80%
of core radius measurements in the type (1) pointings were suc-
cessful. The calculation of the core radius with Sherpa converged
for 80% of the clusters. Among the ~20% unsuccessful measure-
ments, half were at z > 0.65 and half at z < 0.65. Type (1) obser-
vations therefore do not seem to be affected by a variable (with
redshift) ability to measure core radii. Similarly, we also checked
that z > 0.65 and z < 0.65 did not provide X-ray photon count
rates that are too different (the basic parameter for modelling the
gas distribution). Clusters at z < 0.65 are sometimes very bright,
but if these bright objects are excluded, we have somewhat lower
count rates at low redshifts than at high reshifts. Almost 40%
of the z < 0.65 clusters have count rates that are higher than
0.04 counts/s, while 50% of the z > 0.65 clusters have count
rates higher than 0.04 counts/s. We therefore do not find a strong
variation in the cluster count rates with redshift in our sample.

Type (2) observations could present a variable core ra-
dius measurement efficiency because their exposure times were
not specifically selected to study the clusters. However, these
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Fig. 7. Cluster total X-ray luminosity as a function of redshift. Filled
disks are clusters for which substructures were detected with the X-ray
method. Crosses indicate clusters with no X-ray detected substructures.
The blue and red circles correspond to clusters for which substruc-
tures representing less and more respectively than 15% of the total
cluster mass (estimated with the SG method) were detected with the
SG method.

observations represent only 17% of the sample, and only one
third of them corresponds to z > 0.65 clusters. The effect is
therefore limited.

A second bias could be due to the fact that X-ray clusters
of galaxies often exhibit relations between size, luminosity, and
temperature (the well known fundamental plane of galaxy clus-
ters, e.g. Adami et al. 1998). Since distant clusters in the litera-
ture are more easily detected when they are luminous (and there-
fore have high luminosity or temperature), we may imagine a
tendency to select clusters with small core radii due to the selec-
tion of high-luminosity or high-temperature clusters. To test this
point, we checked that relations between the core radius and the
luminosity or temperature were visible in our sample. We did
not detect any clear correlations, so even a luminosity or tem-
perature selection effect in our sample would not induce a core
radius effect, such as the one seen in Fig. 6.

However, that the high redshift clusters could systematically
have smaller core radii will have to be confirmed on larger sam-
ples in the coming years. We detect no correlation between the
core radius and the X-ray temperature (and therefore the X-ray
mass), and we detect no clear relation between the velocity dis-
persion and the X-ray luminosity either.

4.2. X-ray versus SG substructures

Figure 7 shows that substructures were detected with the X-ray
method at all redshifts. However, it is mainly the most X-ray
luminous clusters (>4 x 10* erg/s) that provided such detec-
tions. To check that these are instrumental effects (only lumi-
nous clusters could provide substructure detections due to their
higher S/N), we put the substructure information coming from
the SG analysis on the same figure. We see that we detected sub-
structures with the SG method even for clusters with undetected
X-ray substructures, and even for clusters with low X-ray lu-
minosities. Therefore, X-ray selection effects must indeed be at
work. However, nearly all the substructures undetected in X-rays
but detected by the SG method seem to be minor (less than 15%
of the total cluster mass). It is therefore tempting to conclude
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Fig. 8. Substructure to cluster luminosity ratios from the X-ray analysis
(in %) versus redshift.

that all the major substructures (or at least a large percentage of
these) were effectively detected with the X-ray data in hand.

We can now examine the variations in the X-ray luminosity
ratio (substructure versus cluster) as a function of redshift. We
find that this percentage remains more or less constant with red-
shift in a 5-15% interval (see Fig. 8). Even if such percentages
are probably an underestimate of the mass fraction of clusters
that is in the form of substructures (because we do not detect
them all, see Sect. 2.3), they are in good agreement with the
Millennium simulation (see Appendix of Adami et al. 2013 or
Gao et al. 2012) predicting that clusters below z ~ 1 primarily
undergo minor mergers.

4.3. X-ray substructure merging stages

We concentrate in this part on substructures detected both in
X-rays and with the SG method. We consider the X-ray sub-
structures that we detected as relics of more or less recently in-
falling groups of galaxies. We were able to measure physical pa-
rameters for these groups based on their X-ray gas phase and on
their galaxy phase. Gas and galaxies have different time-scales in
galaxy structures in response to gravitational perturbations such
as mergers. We are therefore theoretically in the position of de-
ducing the merging stage of the considered infalling groups with
the corresponding clusters.

More precisely, we know the position of isolated groups in
Lx versus galaxy velocity dispersion diagrams (e.g. Connelly
et al. 2012). We compared the substructures that we have de-
tected in the present paper to these isolated groups. This was
done after applying a 1.73 correction factor to translate the
Connelly et al. (2012) X-ray luminosities (measured in the
0.1-2.4 keV energy range (see their Sect. 3.1 for details) to our
0.5-8 keV energy range.

Four of our substructures exhibit velocity dispersions over
500 kms~!. This may appear large for dynamically relaxed
groups. For SG1 in CL J0152.7-1357, it is not surprising be-
cause this cluster is undergoing a major merger, so SGI is al-
ready a pretty massive structure. It is more difficult to explain
the high values for Abell 851 (SG3), MS 1054-03 (SG1), and
RXC J1206.2-0848 (SG4) if they are relaxed. We may then deal
with highly unrelaxed groups in an already quite advanced fu-
sion stage.

We clearly see in Fig. 9 that most of our substructures have
higher X-ray luminosities than the isolated groups of Connelly
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Fig.9. X-ray luminosity as a function of galaxy velocity dispersion.
Open circles are from Connelly et al. (2012), red: X-ray selected groups,
blue: optically selected groups. The two black curves show the 30 en-
velope of the Connelly et al. (2012) X-ray selected sample. The black
filled circles correspond to our detected substructures. The lower ex-
tremities of the vertical lines show the places of the infalling structures
prior to their dynamical capture assuming the epoch written next to the
lines. Other epochs written in parentheses are also possible to place the
infalling structures inside the Connelly et al. (2012) envelope.

et al. (2012). This shows that, as expected, our substructures are
not classical isolated groups but have already undergone some
transformations when falling into the clusters.

Merging simulations (e.g. Poole et al. 2007) show that these
transformations include, among others, several increases in the
main cluster X-ray luminosity during the merging process at
well-defined epochs. More precisely, there is a first increase of
the X-ray luminosity at the epoch that we will call 10 in the
present paper (first virial encounter of the infalling structure with
the impacted cluster), then a more significant one at 71 (first
pericentre approach of the infalling structure), and a third and
a fourth smaller increases at epochs 72 (second pericentre ap-
proach) and 73 (relaxation of the impacted structure).

That we still detect X-ray substructures in our clusters natu-
rally excludes the #3 epoch. Given the depth of our X-ray data,
we never detect the cluster X-ray contributions up to the virial
radius, and this prevents us from detecting substructures at the
10 stage. Our clusters are therefore somewhere between the ¢1
and 72 epochs.

The simulations of Poole et al. (2007) quantified the increase
in the X-ray luminosity with time. By applying their predicted
increasing factors for major mergers (which the infalling groups
experience when merging with a larger cluster) and consider-
ing the ¢1 and 72 epochs, we were able to estimate the original
X-ray luminosities of our infalling groups prior to their gravita-
tional capture. We then selected the possible epochs (¢1 and/or
12), allowing the infalling groups to have been optimally located
in the Lx versus velocity dispersion diagram for isolated groups
(from Connelly et al. 2012) before gravitational capture. These
epochs are listed in Table 2. The increasing factors that we ap-
plied are applicable to clusters merging with another cluster of
comparable mass. This is not the case here, but it is the best esti-
mation at our disposal of the increase in X-ray luminosity caused
by a merger. Poole et al. (2007) did not simulate what happens
for merging ratios greater than 1. The X-ray luminosity shifts in
Fig. 9 could therefore be greater. We see that most of the X-ray
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detected substructures are probably at the ¢1 epoch (first pericen-
tre approach) and therefore are relatively recent in the clusters.

5. Galaxy content in substructures

As already mentioned, we collected ground-based imaging and
spectroscopy at visible and near-infrared wavelengths. Our ul-
timate goal is to gather at least five bands in the visible domain
(typically B, V, R, I, ') and one in the near-infrared domain (J or
Ks) to compute photometric redshifts with the LePhare tool (see
Guennou et al. 2010). We are in the process of completing this
data collection for our ~90 lines of sight, but for now all clusters
of Table 2 with detected substructures (except MS 1621.5+2640)
have the full dataset available. This allowed us to compute pho-
tometric redshifts for these clusters, and we are therefore now
ready to investigate the galaxy content of these structures and of
their detected substructures.

The LePhare tool, as for other photometric redshift tools,
can be used to compute photometric redshifts, as well as to
characterize the considered galaxies in terms of type or stel-
lar population age (e.g. Adami et al. 2009). If we can fix the
redshift at its true value (considering only spectroscopic cata-
logues), then we limit the number of free parameters and we have
even better constraints on the type and stellar population ages.
This is the approach we have presently chosen, with the spec-
troscopic catalogues at our disposal. We selected galaxies with
a known spectroscopic redshift and chose Bruzual & Charlot
(2003) spectral templates in LePhare, fixed the redshift to its
value, and estimated the stellar population ages and photomet-
ric types. These photometric types are arbitrarily coded between
10 (early galaxies) and 31 (late starbursts). We then investigated
the galaxy distribution in an age versus type space. We assume
that the age can be considered as driven by the epoch of the last
burst of star formation.

5.1. Cluster versus field galaxies

The first thing to check is the general behaviour of cluster versus
field galaxies. In order to limit the contamination of the clus-
ter sample by field galaxies as much as possible, we defined
the cluster sample as all galaxies with a redshift differing by
less than 0.01 from the lower redshift and higher redshift sub-
structures in Table 2. This corresponds to three times the typ-
ical velocity dispersion of a massive cluster. The field sample
was defined as all galaxies with a redshift differing by more than
0.02 from the lower redshift and higher redshift subtructures in
Table 2. This corresponds to six times the typical velocity dis-
persion of a massive cluster. We are aware that this eliminates
galaxies between three and six times the typical cluster velocity
dispersion, but these galaxies are potentially in an intermediate
state, and they would have made our results noisier.

Figure 10 shows the expected behaviour in both the field and
cluster samples, with a population of earlier type galaxies more
prominent in the cluster sample. We see a clear dichotomy be-
tween early and late types happening around type 17 for both the
cluster and the field samples, the gap being less populated in the
cluster sample.

Performing a two-dimensional Kolmogorov-Smirnov test
gives a probability greater than 99.9% to have populations (clus-
ter and field galaxies) coming from different parent samples.
This behaviour has been reported before, but it confirms that our
approach to compute age and type is valid.
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Fig. 11. Galaxies in SG detected (small green disks) and SG+X-rays
detected (large black disks) substructures in a plot of galaxy type versus
age.

5.2. General position of galaxies in substructures

We first note that galaxies members of substructures are very
different from field galaxies. A Kolmogorov-Smirnov test gives
a probability over 99.9% to have populations (galaxies in sub-
structures and field galaxies) coming from different parent sam-
ples. Figure 11 shows that there is perhaps a lack of both
late-type and old stellar population galaxies in substructures
detectable in X-rays. This could be explained if galaxies in
X-ray detected substructures had undergone recent bursts of star
formation induced by shocks in the hot medium. However, this
has to be confirmed on larger samples.

5.3. Galaxies in substructures as a function of substructure
characteristics

Given the modest size of the galaxy samples in substructures
detected both by the SG and X-ray methods, we concentrate here
on the substructures detected at least by the SG method in order
to maximize our sample.

We chose to characterize the substructures by their veloc-
ity difference with the mean cluster velocity. This gives an idea
of the importance of the cluster influence on the substructure.
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Fig. 12. Galaxies in SG detected substructures at less than 900 kms~!
(small green disks) and at less than 300 kms~! (large black disks) from
the mean cluster velocity in a plot of galaxy type versus age.

For example, the difference between the substructure members
closer than 300 km s~! and 900 km s™! from the cluster mean ve-
locity appears in Fig. 12 to be due to the lack of late type galaxies
with recent bursts of star formation in the substructures closest
to the cluster mean velocity. This may indicate that substructures
close to the bottom of the cluster potential well have consumed
a large part of their gas and are therefore less able to form new
generations of stars.

5.4. Summary

In conclusion to this section, we can say that galaxy populations
in substructures have the same general behaviour as regular clus-
ter galaxies, but with several noticeable differences:

— a possible lack of both late type and old stellar population
galaxies in substructures detectable in X-rays and in SG sub-
structures contributing the most to the cluster mass,

— a possible lack of late type galaxies with recent bursts of
star formation in the closest substructures to the cluster mean
velocity.

These tendencies can be explained by classical expected be-
haviours in clusters where galaxies close to the bottom of the
cluster potential have probably consumed a large part of their gas
and are therefore less able to form new generations of stars, and
where galaxies in important substructures would have undergone
recent bursts of star formation initiated by shocks induced in the
hot medium and energy transfer from the surrounding cluster.

6. Discussion

We studied a sample of 32 clusters of galaxies with usable X-ray
data and of 19 clusters of galaxies without X-ray data but with
more than 15 available spectroscopic redshifts in the cluster
range. Ten substructures were detected both in X-rays and by
the SG method at optical wavelengths.

We eliminated point source contamination by using Chandra
data when available and with public catalogues of active galac-
tic nuclei or radio sources. We detected substructures based
on X-ray analysis via the statistically significant detection of
residuals based on a surface-brightness S-model subtraction, or
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optically via an application of the SG dynamical method to our
spectroscopic redshift catalogues.

From this work we derived a new set of substructures in rich
clusters of galaxies in the redshift range [0.4, 0.9]. We have veri-
fied that these are dynamically bound systems by combining the
detection in X-rays with a dynamical analysis based on spectro-
scopic redshifts. We now discuss these results in the context of
cluster evolution, as well as in comparison with previous work,
where appropriate. A major goal in understanding cluster forma-
tion is to be able to use clusters as a tool for studying cosmology,
we begin with a brief summary of the relationship between clus-
ters and cosmology.

Because astrophysicists have come to realize there is a direct
link between (1) clusters, (2) how large scale structure formed,
(3) dark matter, and (4) dark energy, clusters of galaxies are be-
ing used more and more as cosmological tools (see for example
Allen et al. 2011 and Kravtsov & Borgani 2012). Those works
(and references therein) show how cluster counts and cluster-
cluster correlations may shed light on the Gaussianity or non-
Gaussianity of the initial primordial fluctuations in the early
Universe. Furthermore, these papers and others have shown that
studies of clusters can also be used to delimit the value of w,
if w is variable with redshift, or if there are deviations from
General Relativity that are causing the apparent acceleration
of the Universe (e.g. Vikhlinin et al. 2009; Allen et al. 2011;
Kravtsov & Borgani 2012). On the finest cosmological scale of
galaxies, work is going on to determine if there is indeed a miss-
ing sub-halo problem or not, but so far there is no consensus (see
for example Strigari et al. 2010).

On the in-between scales of groups of galaxies that are con-
tinually falling into galaxy clusters, the hierarchical build up
of clusters with groups has been described both in published
works, such as Poole et al. (2007), Gao et et al. (2012, and ref-
erences therein, too many to list them all), and the Millennium
project (Springel et al. 2005), but also in simulations posted on
the web.

The Poole et al. (2007) results are in partial agreement with
our data, as are those of Gao et al. (2012), in that (a) we find that
the X-ray detected groups are in the luminous stage as if they
were “lit up” by infall to the cluster as predicted by Poole et al.
(2007); (b) Gao et al. (2012) found that at redshift z = 0, the to-
tal masses in substructures relative to the total cluster masses in
their simulations were about 5—15%. This 5-15% value is about
the same as the one we found for clusters in our sample, but
what is uncertain is how this percentage should change (if at
all) with redshift between 0.4 and 0.9. For example, a cluster
initially without substructure could grow in such a way that at
higher redshifts its initial mass is relatively low, so that added
sub-clumps are a relatively high percentage of the total cluster
mass. Conversely, it could be that as clusters grow, many of the
substructures are not dissipated enough to disappear, and the to-
tal mass in substructures actually grows over time. That our mass
percentage in substructures at z = 0.4-0.9 is about equal to what
is predicted by Poole et al. (2007) at z = 0 argues that most likely
events conspire to keep the detectable mass in substructures in
clusters approximately constant from z = 0.9 to the current day.
This would also be in good agreement with the quite constant
level of diffuse light present in clusters between z = 0.4 and 0.9
(see Guennou et al. 2012).

The work of Mann & Ebeling (2012) states that the fraction
of “disturbed” clusters increases with increasing redshift, imply-
ing a higher substructure mass with higher redshift, in apparent
contradiction to our work. To be consistent with their work, we
would expect the mass in substructures to be higher at higher
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redshift, if we could add more clusters to our sample and divide
them into several bins within the z = 0.4-0.9 range.

In comparison, Baldi et al. (2012) find no change in the tem-
perature profile, over the redshift range that they broke their
sample into (above and below 0.4), implying that there is lit-
tle change in shape over this redshift range, in apparent con-
tradiction (in terms of a trend) to what we found. However,
Baldi et al. (2012) did not have enough data points to subdi-
vide their z = 0.4-0.9 cluster results into smaller redshift bins
for a direct comparison to our observations. Also, as by-product
of fitting the X-ray data with a simple beta model, we found
an increase in the physical extent (i.e. a larger core radius) of
the X-ray surface brightness with decreasing redshift. We judge
that this effect is not due to an inability to detect more extended
emission at higher redshift, based on the analysis presented in
Sect. 4.1.

Our findings are consistent in a general way with the hier-
archical cluster growth scenario in that the extent of clusters
apparently grows with decreasing redshift. However, if cluster
temperature is a valid measure of the cluster mass (independent
of redshift), then the fact that we found no relationship between
cluster extent and temperature would argue for the mass not hav-
ing grown significantly over the redshift range from 0.9 to 0.4,
as also indicated by our finding no correlation between the to-
tal mass estimated from the X-ray temperature (given in the last
column of Table 1) and the redshift. This is plausible if (a) the
number of groups infalling over this time period of about 3.6 Gyr
is relatively small, and (b) at the same time, the infalling sub-
groups have caused the ICM to become more extended but not
hotter or significantly more massive.

7. Summary and conclusions

By the means of a comparison with Takey et al. (2011), we
showed that our X-ray luminosities and temperatures were con-
sistant with literature studies. We estimated the substructure de-
tection efficiency with simulations for the X-ray and SG meth-
ods. The X-ray detections proved to be efficient up to z ~ 0.9 for
substructures brighter than 1.0 x 10* erg/s and up to z ~ 0.5 for
substructures only brighter than 0.4 x 10* erg/s.

The SG detection efficiency was tested by considering six
reference clusters outside of our sample, all very well sampled
spectroscopically. Substructures with more than six members in
the original spectroscopic catalogues remained detected by the
SG analysis down to completenesses of 50% to 30%. We showed
that the SG precision on the mass estimate remained better than
50% for about half of the sample down to incompletenesses of
about 60%, while the SG analysis was not able to precisely es-
timate the mass of most of the substructures for completeness
levels lower than 50%. SG masses were also compared to an
optically based cluster mass determination, and we found qual-
itative agreement. We emphasize, however, that only relative
SG masses should be considered as reliable.

We found that the core radius of the X-ray gas density pro-
file may decrease with redshift, but this needs to be confirmed
with a larger sample of clusters. Ten substructures were detected
by both methods (X-rays and SG). These were systematically
the SG most massive substructures in each cluster. For a given
cluster, the percentage of mass included in substructures was
roughly constant with redshift at values of ~5-15%. We also
showed that most of our substructures detected both in X-rays
and with the SG method were probably at their first cluster peri-
centre approach and therefore corresponded to relatively recent
infalls.
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Finally, compared to regular cluster galaxies, galaxy popula-
tions in substructures exhibit a possible lack of both late type and
old stellar population galaxies, and a possible lack of late type
galaxies with recent bursts of star formation in the substructures
closest to the mean cluster velocity. In general, our results are
consistent with the picture of CDM hierarchical structure for-
mation in that substructure exists. The approximate X-ray prop-
erties and masses of the substructures relative to the entire clus-
ters are in the range predicted by theory: 5-15%, see Gao et al.
(2012) for the fraction found at z = 0, and by the Millennium
simulation, which predicts that clusters below z ~ 1 only un-
dergo minor mergers. On the simulation front, the percentage
of the substructure mass relative to the total mass of the cluster
would be interesting to compare with the data we have presented
here, as well as with future increased samples produced by our
DAFT/FADA collaboration and others.
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Table 1. Data for the clusters with usable XMM-Newton data.

Name RA Dec z Z At (s) kT (keV) Ly (ergs™) Mgas 500 (Mo) Miorrs00 (M) Substructure
CL 0016+1609 4.63888 16.44329 0.5455 173 30320 897+040 2.23+0.06e+45 1.17+0.03e+14 1.24 +0.04e+15 1
CL J0152.7-1357 28.17083 -13.96250  0.8310 115 51150 755+0.65 7.91+0.74e+44 7.72+0.28e+13  8.83 +0.38e+14 1
MS 0302.5+1717 46.32911 17.47729 0.4250 1 12440 623+ 1.13 141 +0.35e+44 6.02+0.72e+13  6.84 £ 0.67e+14 0/-1
XDCS c¢m J032903.1+025640 52.26175 2.94033 04122 13 47520 326+038 1.40+0.89e+43 2.60 +0.30e+13  2.88 +0.40e+14 -1
RX J0337.6-2522 54.43812 -25.37669 05850 5 11820 240+0.78 573 £4.98e+43 1.65+0.25e+13  1.85+0.36e+14 0
MACS J0454.1-0300 73.54552 -3.01865 0.5377 194 25420 9.97+0.59  2.04 +£0.06e+45 1.29+£0.04e+14 1.39 +0.04e+15 1
BMW-HRI J052215.8-362452 80.55917 -36.41778  0.4720 1 17920 5.64+0.66 1.70+0.27e+44 499 +0.32e+13 578 + 0.41le+14 0/-1
MACS J0647.7+7015 101.94125 70.25083 0.5907 1 32030 7.74+£035 1.61+£0.07e+45 9.76 +£0.32e+13  1.02 + 0.04e+15 1
MACS J0744.9+3927 116.21583 39.45917 0.6860 2 71260 787+028 1.87+0.06e+45 8.96+0.19e+13  9.86 + 0.30e+14 1
RX J0847.1+3449 131.79708 34.82111 0.5600 1 6908 7.11 £ 0.49e+44 0
MACS J0913.7+4056 138.40277 40.94315 04420 2 12430 539+0.19 1.58+0.06e+45 5.29+0.09e+13 5.83 +0.20e+14 0
Abell 851 145.73601 46.98942 0.4069 213 40970 517+0.16  6.13£0.20e+44 5.04 +£0.10e+13 553 +0.2le+14 1
MS 1054-03 164.25093 -3.62428 0.8231 326 25680 8.64+0.66 1.49+0.13e+45 1
UM 425 Cluster 170.83542 1.62944 0.7685 8 26090 145+42  490+0.34e+44 1.17 £0.06e+14  1.64 +0.06e+15 0
MS 1137.5+6624 175.09696 66.14485 0.7820 17 15560 743+090 7.41+1.05e+44 8.49 £0.58e+13  9.25+0.59e+14 0
CLG J1205+4429 181.46410 44.48600 0.5915 10 25520 6.77 +3.32e+43 0
RXC J1206.2-0848 181.54991 -8.80001 0.4400 53 10200 936+0.59 2.32+0.08e+45 1.23+0.05e+14  1.31 £0.05e+15 1
LCDCS 0504“ 184.18845 —12.02147  0.7943 65 23460 549+0.64 391+0.50e+44 9.00+0.93e+13 8.02+0.77e+14 1

(184.18792)  (-12.02139)
BMW-HRI J122657.3+333253  186.74167 33.54836 0.8900 35 65350 8.74+042 2.02+0.10e+45 1.16+0.03e+14 1.21 +£0.04e+15

GHO 1322+3027 201.20091 30.19276 0.7550 38 36390 598+133 891 +3.64e+43 5.17£0.63e+13  6.11 +0.62e+14 0
ZwCl 1332.8+5043 203.58333 50.51506 0.6200 1 27860 508+£0.59 240+0.5le+44 439 +0.33e+13  5.05+0.42e+14 0
LCDCS 0829 206.88333 -11.76167  0.4510 50 32370 11.31+0.24  7.75+0.06e+45 1.58 £0.02e+14  1.69 +0.03e+15 1
LCDCS 0853 208.53958 -12.51639  0.7627 18 27420 3.65 £ 0.38e+44 0
RX J1354.2-0221 208.57042 —-2.36306 0.5460 2 18390 2.18+098  2.04 £0.62e+44 138 +£0.29e+13  1.58 + 0.29e+14 0
MACS J1423.8+2404° 215.95125 24.07972 05450 9 113400 53+0.1 1.71 £ 0.05e+45 524 +0.10e+13  5.74 +0.10e+14 1 (Chandra)
GHO 1602+4312 241.10483 43.08131 0.8950 26 12000 8.96 + 8.39¢+43 0
MS 1621.5+2640 245.89863 26.56378 0.4260 104 2210 9.13 + 3.46e+43 0
CXOU J205617.1-044155 314.07150 —4.69864 0.6002 1 16240 246+1.02 198 +042e+44 5.02+0.7le+13  3.59 + 0.66e+14 0
MS 2053.7-0449 314.09321 —4.62873 0.5830 30 16240 481+£1.17 213 £0.56e+44 4.42+0.63e+13 491 +0.62e+14 0
GHO 2143+0408 326.52000 4.38861 0.5310 1 20170 4394043 1.51+£0.30e+44 4.60+0.29e+13  4.77 + 0.39%e+14 0
RX J2202.7-1902 330.68708 -19.03611  0.4380 8 26060 497+134 456+2.07e+43 4.41+0.57e+13  5.00 +0.58e+14 -1
RX J2328.8+1453 352.20792 14.88667 0.4970 1 25510 2.63+0.53 428 +1.78e+43 2.03+0.26e+13  2.20 + 0.37e+14 0/-1

Notes. (1) Name given by NED (LCDCS clusters come from Gonzalez et al. 2001), (2) right ascension in degrees (J2000.0), (3) declination in degrees (J2000.0), (4) redshift, (5) number of galaxies
with redshifts in the cluster range, (6) useful XMM-Newton exposure time (in seconds), (7) temperature of the X-ray gas, (8) X-ray luminosity in the [0.5, 8.0] keV band, (9) X-ray gas mass in the
rsoo radius, (10) total mass in the rso radius, (11) subtructure inside the cluster (1 means yes, —1 means no, 0 means not detectable with data in hand).  The position given for LCDCS 504 comes
from Guennou et al. (2013) where we determined the centre as the position of the c¢D, whereas the position given in parentheses was obtained from NED. @ Cluster MACS J1423.8+2404 did not
have any XMM-Newton public data, but we collected Chandra data with enough depth to be able to subtract a S-model and search for substructures.
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Table 2. Detected substructures.

Name #  Ng z  (Mss/M)sc  (Mss/Mio)se Vel disp. Lx Merging
(%) (%)  (kms™!) (erg/s) stage
CL 0016+1609 1 64 0.5418 [10;20 [10;20
2 17 0.5505 [0;10 [0;10
3 13 0.5530 [0;10 [0;10
4 24 0.5597 [0;10] [0;10] 200 1.56 x 10* tl
CL J0152.7-1357 1 49  0.8382 [20;30 [40;50 680 3.28 x 10* tl
2 17 0.8323 [0;10 [0;10
3 29  0.8279 [0;10 [0;10
4 34 0.8458 [20;30 [0;10 320 2.27x10% tl
XDCS cm J032903.1+025640 1 7 04115 [0;10 [50;60
2 4 0.4095 [0;10 0;10
MACS J0454.1-0300 1 31  0.5365 [10;20 0;10
2 5  0.5407 [0;10 0;10
3 18 0.5434 0;10 0;10 320 3.24x10% tl
4 6 0.5376 0;10 0;10
5 3 05320 0;10 0;10
6 12 0.5309 0;10 0;10
7 3 0.5390 0;10 0;10
8 4 0.5457 0;10 0;10
9 4 0.5287 0;10 0;10
Abell 851 1 6 04070 0;10 0;10
2 3 04100 0;10 0;10
3 4 04036 0;10 0;10 1300 5.63x10% O (tl or t2)
4 3 0.4059 0;10 0;10
5 4 04100 0;10 0;10
6 8 04142 0;10 0;10
7 3 04100 0;10 0;10
8 3 04163 0;10 0;10
MS 1054-03 1 7 0.8218 0;10 0;10 1250  1.94 x 10t (t0 or t2)
2 26  0.8261 0;10 0;10
3 5 0.8267 0;10 0;10
4 5 0.8270 0;10 0;10
CLG J1205+4429 1 11 0.5948 [90;100]* [90;100
BMW-HRI J122657.3+333253 1 10 0.8816 [20;30 0;10
2 4 0.8910 0;10 0;10
3 5 0.8920 0;10 0;10
4 5 0.8930 0;10 0;10
5 4 0.8960 0;10 0;10
6 4 0.8970 0;10 0;10
RXC J1206.2-0848 1 5 0.4255 0;10 0;10
2 3 04336 0;10 0;10
3 6 0.4409 0;10 0;10
4 4 04373 [0;10] [0;10] 690 5.10x10¥  t1 (t0 or t2)
LCDCS 0504 1 7 0.8036 0;10 0;10 110 3.10x 10" t1 (t0 or t2)
2 10 0.7996 0;10 0;10
3 17  0.7858 0;10 0;10
4 5 0.7913 0;10 0;10
5 6 0.7966 0;10 0;10
6 7 0.7953 0;10 0;10
7 6 0.7940 0;10 0;10
GHO 1322+3027 1 44 0.7562 [90;100]* [90;100
LCDCS 0829 1 22 0.4503 0;10 [40;50 230  5.79 x 10* tl
2 14 0.4529 0;10 [20;30
3 15  0.4465 0;10 [0;10
4 12 0.4553 [0;10] [0;10 180 1.82x10% tl
LCDCS 0853 1 3 0.7648 [90;100]* [20;30
MACS J1423.8+2404 1 3 0.5445 [90;100]* [30;40
GHO 1602+4312 1 29  0.8941 [90;100]* [90;100
MS 1621.5+2640 1 24 0.4245 [0;10] [10;20
2 19 04264 [0:10] [0'10
3 43 0.4307 [10;20] [20;30
4 20 04211 [0;10] [0;10
MS 2053.7-0449 1 28 0.5837 [90;100]* [90;100
GHO 2143+0408 1 4 0.5205 [90;100]* [80;90

Notes. (1) Cluster name, (2) substructure number, (3) substructure number of galaxies, (4) substructure mean redshift, (5) substructure to total
cluster mass ratio estimated with the SG method and given in 10% wide intervals (the asterisk means that we only detected the main structure),
(6) substructure to total cluster mass ratio estimated with the method based on a scaling relation described in Sect. 3.5 and given in 10% wide
intervals, (7) substructure velocity dispersion estimated with SG for the substructures also detected in X-rays, (8) substructure X-ray luminosity,
(9) merging stage (see text).

A112, page 16 of 60



L. Guennou et al.: Substructures in 0.4 < z < 0.9 clusters

Table 4. Optical structures found in the clusters with no X-ray data.

Name #  Nga z (Mss/Mio)sg  (Mss/Mig)s
(%) (%)
CXOMP J091126.6+055012 1 11 0.7687 [20;30] [30;40]
2 7 0.7623 [0;10] [10;20]
3 6 0.7748 [0;10] [0;10]
LCDCS 0110 1 4 0.5807 [0;10] [10;20]
2 9 0.5777 [0;10] [40;50]
LCDCS 0130 1 7 0.7041 [0;10] [0;10]
2 5 0.7028 [0;10] [0;10]
3 8 0.7059 [0;10] [0;10]
LCDCS 0172 1 24 06977 [0:10] [30:40]
2 6 0.6979 [0;10] [0;10]
37 0.6944 [0:10] [0:10]
LCDCS 0173 1 12 0.7498 [0;10] [10;20]
2 11 07477 [0:10] [10:20]
3 8 0.7523 [0;10] [0;10]
4 5 07573 [10:20] [0:10]
CXOMP J111726.1+074335 1 22 0.4833 [0;10] [30;40]
2 16 04790 [0:10] [10:20]
LCDCS 340 1 9 0.4852 [0;10] [0;10]
2 5 0.4765 [0;10] [0;10]
3 5 0.4818 [0;10] [0;10]
4 4 0.4801 [0;10] [0;10]
5 4 0.4787 [0;10] [0;10]
6 5 0.4796 [0;10] [0;10]
LCDCS 0541 1 9 0.5420 [0;10] [0;10]
2 11 0.5447 [0;10] [0;10]
3 10 0.5395 [0;10] [0;10]
4 13 0.5347 [20;30] [0;10]
5 7 0.5432 [0;10] [0;10]
6 9 0.5408 [0;10] [0;10]
7 4 0.5379 [0;10] [0;10]
8 12 0.5492 [0;10] [0;10]
CIG J1236+6215 1 23 0.8521 [0;10] [30:;40]
2 17 0.8494 [0;10] [0;10]
313 0.8495 [0:10] [0:10]
4 16 0.8462 [10;20] [10;20]
3C 295 Cluster 110 04560 [0:10] [10:20]
2 17 0.4618 [0;10] [20;30]
GHO 1601+4253 1 37 0.5392 [0;10] [50;60]
2 14 0.5439 [0;10] [0;10]

Notes. (1) Cluster name, (2) number of the substructure, (3) number of galaxies with redshift in the substructure, (4) mean redshift of the substruc-
ture, (5) substructure to total cluster mass ratio estimated with the SG method and given in 10% wide intervals, (6) substructure to total cluster
mass ratio estimated with the method based on a scaling relation described in Sect. 3.5 and given in 10% wide intervals.
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