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CHAPITRE 1. INTRODUCTION

L’évolution de la rotation des étoiles jeunes reste encore aujourd’hui un mystere sur de nombreux
aspects. Alors que les observations nous indiquent que le moment cinétique est réduit, du stade de coeur pré-
stellaire jusqu’a la séquence principale, de six ordres de grandeur au cours de la formation et de I’évolution
précoce de I’étoile (voir e.g. Bodenheimer 1995), les processus associés a cette diminution sont encore tres
mal compris. Il semble que le moment cinétique soit dans un premier temps éjecté par de puissants jets
ou des éruptions magnétiques liés a la contraction du nuage moléculaire. Dans un second temps, lorsque
I’étoile se distingue du reste du nuage, 1’extraction de moment cinétique est généralement associée au
fort couplage magnétique de 1’étoile avec son disque d’accrétion, celui-ci empéchant 1’étoile d’accélérer
malgré sa contraction et I’apport de moment cinétique par I’accrétion de matiere (voir e.g. André 1994).
Enfin, lorsque le disque se disperse, 1’évolution rotationnelle est dictée par la contraction de 1’étoile jusqu’a
I’arrivée a la séquence principale.

Une fois sur la séquence principale, les observations montrent une dispersion des vitesses de rotation
maximale pour les étoiles de faible masse avec des vitesses de surface variant entre une dizaine et plu-
sieurs centaines de km.s~!. Cette dispersion est amenée a diminuer avec 1’évolution de 1’étoile puisqu’a
I’age du Soleil, les vitesses de rotation de toutes les étoiles de type solaire convergent vers une vitesse de
quelques km.s~'seulement. Ce ralentissement au cours de la séquence principale est généralement attribué
au couplage du champ magnétique a grande échelle de I’étoile avec les vents émanant de celle-ci (voir e.g.
Schatzman 1959).

Cependant, bien que les processus régissant 1I’évolution du moment cinétique des étoiles jeunes de
faible masse soient aujourd’hui clairement identifiés, aucun n’est tout a fait compris dans ses détails et leur
inclusion dans les modeles d’évolution stellaire nécessite encore un travail important.

Cette thése est inscrite dans le cadre du projet Toupies ! dont le but est d’obtenir une meilleure com-
préhension des processus physiques mentionnés ci-dessus et de les inclure dans une nouvelle génération
de modeles d’évolution stellaire dont les prédictions pourront étre testées avec de nombreuses contraintes
observationnelles.

En effet, I’étude de 1’évolution du moment cinétique d’un systeme stellaire demande la connaissance
de tous les processus entrant en jeu. On peut distinguer ici pour les étoiles de faible masse :

Gain de moment cinétique par accrétion de matiere

Perte de moment cinétique par couplage avec le disque proto-planétaire

Perte de moment cinétique par les vents stellaires couplés au champ magnétique
— Redistribution du moment cinétique lors de la contraction ou de I’expansion de 1’étoile

— Redistribution du moment cinétique dans I’intérieur de 1’étoile par différents processus magnéto-
hydrodynamiques.

Dans le cadre de cette these, nous nous intéresserons en détail a la modélisation de ces trois derniers points.
Nous allons d’abord voir dans un premier temps en quoi consistent les deux premiers points non-étudiés.
Puis nous listerons les observations existantes auxquelles peuvent étre confrontés les modeles et enfin, nous
mentionnerons les modeles existant dans la littérature actuelle.

1.1 Conditions initiales/Formation stellaire/'' Disc-locking"

Une étoile de type solaire subit une contraction globale pendant les premiers millions d’années de son
évolution. Durant cette période, le champ magnétique de I’étoile interagit avec le disque d’accrétion qui
I’entoure, et modifie la quantité de moment cinétique de I’étoile. La vitesse finale de 1’étoile est en fait le

1. pour "TOward an Understanding of the sPIn Evolution of Stars" : vers une compréhension de I’évolution de la rotation des
étoiles, projet ANR, PI : J. Bouvier. http ://ipag.osug.fr/Anr_Toupies/
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Disque proto-planétaire - Schéma et observations
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FIGURE 1.1 — a gauche : Premiere observation interferométrique avec le radiotélescope ALMA du disque proto-
planétaire de TW Hydrae. Crédit : ALMA (ESO/NAOJ/NRAO) ; a droite : représentation schématique d’un disque
circum-stellaire (ou protoplanétaire). Crédit : Luxorion >

résultat de 1’équilibre entre 1’apport de moment cinétique par la matiere accrétée, la contraction de 1’étoile
et des pertes importantes de moment cinétique liées soit aux vents stellaires alimentés par I’accrétion (Matt
& Pudritz 2005), soit au processus de "disc-locking” (Ghosh & Lamb 1979; Koenigl 1991).

En effet, il est communément admis que 1’étoile est liée par son champ magnétique a son disque d’ac-
crétion, c’est par ces mémes lignes de champ que la matiere du disque est accrétée sur 1’étoile. Cependant,
les échanges de moment cinétique entre 1’étoile et son disque sont tres complexes et difficilement compris
encore aujourd’hui.

Dans un premier temps, on suppose que la magnétosphere de I’étoile s’étend au dela du rayon de
co-rotation. Celui-ci est défini comme la distance pour laquelle le disque posséde une vitesse de rotation
identique a celle de la surface de 1’étoile. Si1’on suppose le disque en rotation képlerienne on a : R = R, =

(GM* / Qf) 1/3 (voir e.g. Collier Cameron & Campbell 1993). Au-dela (en-deca) de cette distance, le disque
tournera ainsi moins vite (plus vite) que la surface de 1’étoile. La magnétosphere est connectée en plusieurs
points au disque protoplanétaire. Les lignes de champ magnétique connectées au disque au dela du rayon
de co-rotation auront tendance a ralentir la surface de 1’étoile de maniere générale. A I’inverse, les lignes
connectées en-deca du rayon de co-rotation tendent a accélérer la surface. Cependant, ce processus n’est
pas assez efficace pour expliquer les vitesses de rotation observées, car une rotation différentielle se crée
entre le disque et la surface de I’étoile, et tord les lignes de champ enracinées au pdle jusqu’a les ouvrir.
Une fois les lignes de champ ouvertes, le couplage disque-étoile n’est alors plus efficace Zanni & Ferreira
(2009).

Des travaux récents par Matt & Pudritz (2005, 2008) suggerent I’idée que 1’accrétion a la surface de
I’étoile génere de puissants vents stellaires capables d’évacuer la majeure partie du moment cinétique. A
nouveau, Zanni & Ferreira (2011) ont montré que ce mécanisme était insuffisant car la majorité de I’énergie
est alors libérée a travers les chocs d’accrétion et non pas grace aux vents stellaires. Enfin, Zanni & Ferreira
(2013) ont proposé que les reconnections magnétiques liées a la torsion des lignes de champ de 1’étoile par
le disque puissent entrainer des éjections de matiere et de moment cinétique suffisantes pour compenser
I’apport de moment cinétique par I’accrétion.

Malgré tout, tandis que ces mécanismes manquent toujours d’une description physique globalement
acceptée, les observations (Rebull et al. 2004) ont permis de montrer que cette interaction est extréme-
ment efficace pendant toute la durée de vie du disque protoplanétaire et permet de compenser largement

2. http ://www.astrosurf.com/luxorion/
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I’augmentation de vitesse de rotation liée a ’accrétion de matiere et la contraction stellaire. Ainsi, 1’étoile
maintient en moyenne une vitesse angulaire constante tout au long de son couplage avec le disque. Ce ré-
sultat a été confirmé par I’analyse des périodes de rotation dans les amas ouverts et les associations jeunes
(Gallet & Bouvier 2013).

La durée de cette période de couplage avec le disque varie avec la masse comme montré par Kennedy
& Kenyon (2009), et la quantité initiale de moment cinétique dans 1’étoile (Gallet & Bouvier 2013). Pour
évaluer la durée de cette période de couplage entre le disque et 1’étoile, il est nécessaire de se baser sur des
observations de disques. En effet, il y a une dégénérescence entre la quantité de moment cinétique initiale
et la durée de la phase de couplage que seule la détermination de la présence d’un disque ou non peut
lever. Une étoile avec une grande quantité de moment cinétique couplée avec son disque pendant un temps
relativement long évoluera de la méme maniere qu’une étoile avec un temps de vie de disque plus court et
une quantité initiale de moment cinétique inférieure. Edwards et al. (1993) ont montré que les périodes de
rotation observées dans les amas ouverts les plus jeunes indiquent un temps de vie du disque plus court pour
les étoiles centrales en rotation rapide que dans le cas des étoiles en rotation lente. Cela a plus récemment
été confirmé par les observations de Rebull et al. (2004) et Bouvier (2008).

Bell et al. (2013) ont montré observationellement que les durées de vie des disques peuvent atteindre
dix a douze millions d’années dans certains cas mais que généralement, le temps de vie moyen est de 1’ordre
de cinq millions d’années.

1.2 Observations

Des premieres observations de la rotation des étoiles remontant a Galilée lui-méme lorsqu’il a regardé
I’évolution des taches solaires au cours du temps, jusqu’a aujourd’hui ou, grace a de puissants télescopes
spatiaux nous sommes capables de sonder I’intérieur méme des étoiles, de nombreuses étapes ont été fran-
chies. La premicre étape a été de pouvoir observer la rotation de surface d’autres étoiles que le soleil. Le
capitaine Abney (1877) a, en premier, étudié I’effet que la rotation aurait sur la lumiere observée d’une
étoile, montrant ainsi que la rotation élargit les raies spectrales observées. De 13, les premieres mesures ont
pu étre faites avec les premieres études sur les propriétés rotationnelles en fonction des caractéristiques stel-
laires. Pendant longtemps, on a d’ailleurs pensé que les étoiles accéléraient au cours du temps, commengant
en rotation tres lente avec une température de surface tres élevée et, au fur et a mesure se contractaient tout
en refroidissant, la contraction entrainant donc une accélération de la vitesse de surface (Evershed 1922).
C’est seulement avec Ter Haar (1949), basé sur des travaux de Alfvén (1942), que I’idée d’un ralentisse-
ment au cours de 1’évolution est venue. Ter Haar (1949) met en particulier en avant la répartition du moment
cinétique dans le systeme solaire, la majorité étant contenu dans I’orbite de Jupiter, mettant ainsi en avant
le fameux probleme du moment cinétique. Ce probleme n’est toujours pas résolu a ce jour et est d’autant
plus important avec I’arrivée des premieres observations directes de disques proto-planétaires, a I’origine
de la formation des systemes de planétes.

Cependant, les observations permettant de contraindre le probleme sont multiples.

— On observe aujourd’hui les périodes de rotation des étoiles grace a de nombreuses campagnes d’ob-
servations photométriques réalisées récemment (Monitor(Aigrain et al. 2007; Irwin et al. 2008b),
CoRoT(Alencar et al. 2010), SuperWasp(Butters et al. 2010), Spitzer Warm (Morales-Calderén et al.
2011) ou Kepler (McQuillan et al. 2014)). On peut extraire de ces observations plusieurs données
liées a 1’évolution rotationnelle : la période de rotation, la rotation différentielle (de surface), I’évo-
Iution du nombre de taches (existence de cycle), champ magnétique associé, etc... Lorsque ces ob-
servations sont réalisées dans des amas ouverts d’age différents, on peut également donner un age
absolu a ces étoiles et en déduire 1’évolution rotationnelle globale au cours du temps en réunissant
les données.
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— On observe de nombreuses différences entre les prédictions chimiques du modele standard et les
observations d’abondances de surface. Or la rotation est une source de mélange dans 1’étoile et peut
brasser en particulier les éléments chimiques, modifiant donc les abondances observées en surface.

— Les missions spatiales CoRoT et Kepler ont également réalisé une photométrie de suffisamment haute
précision pour faire une étude astérosismique de certaines cibles, permettant de sonder I’intérieur de
ces étoiles et d’en déduire leur rotation interne.

1.2.1 Vitesses de rotation dans les amas jeunes

L’évolution du moment cinétique est caractérisée de maniere la plus évidente par la rotation de surface
des étoiles. Pendant longtemps, les chercheurs ont déterminé les vitesses de rotation (vsini) a partir de don-
nées spectroscopiques. C’est-a-dire en estimant la vitesse de rotation de 1’étoile a partir de 1’élargissement
des raies spectrales. Cependant, bien qu’a priori utilisable sur tout type d’étoile, cette méthode a une fai-
blesse intrinseque : elle ne permet pas de déterminer I’inclinaison de 1’étoile par rapport a la ligne de visée,
la vitesse mesurée est en réalité la vitesse multipliée par le sinus de I’inclinaison (vsini). En particulier,
il devient extrémement difficile de mesurer la vitesse de rotation d’une étoile vue par le pdle, la vitesse
enregistrée étant alors nulle® (vsini = v x 0 = Okm.s~!). La méthode de 1’élargissement spectral permet
donc de donner seulement une limite inférieure de la vitesse de rotation.

L autre méthode utilisée aujourd’hui permet de mesurer non pas la vitesse de rotation mais la période
de rotation : ¢’est la méthode utilisée par Galilée 400 ans plus tot lorsqu’il a mesuré la période de rotation
du Soleil. Elle consiste a relever la courbe de lumiere d’une étoile, autrement dit, a enregistrer le flux
lumineux recu au cours du temps. Dans le cas d’étoiles de faibles masses, les fluctuations observées sont
alors essentiellement dues a la présence de taches a la surface de I’étoile. Et, bien que nous ne puissions
résoudre spatialement ces taches, la diminution de flux lumineux permet de retrouver la période de rotation
de ces étoiles. Les taches stellaires sont en réalité des zones plus froides que le reste de 1’étoile (jusqu’a
plusieurs milliers de kelvin de différence). Cette diminution soudaine de température est liée au champ
magnétique local, celui-ci pouvant s’élever a plusieurs milliers de Gauss au centre des taches. Les taches
stellaires sont donc associées a I’activité stellaire et a la capacité de 1’étoile a générer un champ magnétique.
Ceci implique que seules les étoiles possédant une enveloppe convective sont pourvues de taches stellaires,
c’est-a-dire d’étoiles de types spectraux plus froids que F6, ou autrement dit, les étoiles de faible masse.

Les missions spatiales CoRoT et Kepler ont été tres efficaces en la matiere en scannant de maniere tres
réguliere le ciel grace a un téléscope capable de réaliser une photométrie de haute résolution permettant
d’enregistrer lesdites courbes de lumiere de plusieurs dizaines de milliers d’objets (34030 pour McQuillan
et al. (2014)).

Cependant, il n’est jamais évident de déterminer de manicre siire la période de rotation. Par exemple,
deux taches de tailles similaires, d’un coté et de 1’autre de 1’étoile peuvent apparaitre comme une unique
tache avec une vitesse de rotation deux fois plus importante. Les taches stellaires ne sont pas non plus des
points fixes a la surface de 1’étoile, elles sont le résultat d’une dynamique de surface dont la durée peut
varier de quelques heures a plusieurs mois. Autrement dit, si la tache apparait sur une durée plus courte que
la période de rotation, retrouver la véritable durée de cette derniere devient alors trés complexe. Enfin, les
observations solaires ainsi que les simulations hydrodynamiques indiquent que les taches tendent a migrer
vers |’équateur avant de disparaitre (Balthasar et al. 1986; Brun 2014). Or, il a été montré que plus 1’étoile
est de faible masse, plus la zone convective de surface tend a tourner de maniere différentielle (en latitude).
Il n’existe donc plus de véritable période de rotation, chaque latitude en montrant une différente.

3. C’est cependant possible dans certains cas en rotation tres rapide grace a une mesure de I’assombrissement équatorial 1ié¢ a
la rotation
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Mentionnons également que cette méthode coincide avec la méthode du transit utilisée en planétologie
pour caractériser les exoplanétes (Charbonneau et al. 2000). Des recouvrements peuvent donc exister, en
particulier dans le cas de planetes massives proches de leur étoile, celles-ci peuvent apparaitre comme des
taches stellaires (bien que I’inverse soit plus courant).

Amas ouverts

Les amas ouverts sont des groupes d’étoiles relativement importants (jusqu’a plusieurs milliers) dont
on estime a partir du mouvement propre que les membres proviennent tous du méme nuage initial. On
donne donc un age et une composition chimique initiale uniques a I’ensemble de ces étoiles. Généralement,
ces amas sont plutdt jeunes car, au contraire de leurs globuleux cousins, les amas ouverts ne sont pas
assez massifs pour étre gravitationnellement liés sur le long terme, c’est-a-dire que 1’amas tend a se déliter
lorsqu’il vieillit. On distinguera parmi ces amas ouverts les zones de formation stellaire, correspondant aux
plus jeunes des amas (< 10Ma). Celles-ci font suite directement a I’effondrement et a la fragmentation d’un
nuage moléculaire. Elles permettent en particulier de relever la variété des conditions initiales stellaires.

Les membres d’un amas ont donc en commun la méme région de formation, et on peut, a partir de
leur mouvement apparent, déterminer depuis combien de temps les étoiles ont été créées, soit I’age de
I’amas. Celui-ci peut également étre retrouvé grace a des isochrones réalisés a partir de grilles de modeles
d’évolution stellaire.

Les données concernant les périodes de rotation dans les différents amas ainsi que dans les étoiles de
pré-séquence principale sont maintenant suffisamment nombreuses pour permettre une étude statistique
de la distribution de 1’évolution des vitesses de surface pour les étoiles dans certaines gammes de masse.
Un modele d’évolution du moment cinétique des étoiles de faibles masses doit &tre compatible avec ces
observations. La table 1.1 recense la liste la plus a jour des amas ouverts (avec leur age) pour lesquels
nous disposons de mesures des périodes de rotation des étoiles qui les composent. Ce type de données ne
peut étre utilisé pour contraindre les modeles d’évolution stellaire que si I’on connait la masse des étoiles.
Les masses des étoiles observées de chaque amas ont été déterminées par Gallet & Bouvier (2015) a partir
des isochrones de Siess et al. (2000). Grace a ces travaux, on peut représenter les périodes de rotation aux
différents ages pour différentes gammes de masse. La figure 1.1 présente les périodes de rotation relevées
dans les différents amas pour les différentes gammes de masse.

Enfin, I’une des questions restantes aujourd’hui est de savoir si I’on doit considérer le Soleil comme un
rotateur particulier ou non. Autrement dit si I’on doit le prendre en référence comme les données statistiques
obtenues dans les amas ou non. Certaines études (e.g. Lambert & Reddy 2004; Ledo et al. 2015) montrent
en effet que le Soleil n’est pas tout a fait dans la norme (lithium plus faible, vitesse de rotation légérement
moins élevée, etc...). Toutefois, dans le cadre de cette these, nous considererons que le Soleil est une étoile
de référence, du moins du point de vue de 1’évolution du moment cinétique (dos Santos et al. 2016). Nous
utiliserons donc le Soleil comme un moyen de calibrer nos modeles, autant structurellement qu’en terme
de vitesse de rotation ou de distribution interne du moment cinétique.

1.2.2 Anomalie d’abondance : Lithium

Le lithium* est un élément produit par la nucléosynthése primordiale et son abondance dans 1’univers
a donc des implications cosmologiques. Par exemple, la découverte de 'Li dans des étoiles trés pauvres en
métaux (dites de Population II, voir Charbonnel & Primas 2005; Fu et al. 2015; Spite & Spite 1982; Talon
& Charbonnel 2004a) a ouvert la possibilité d’obtenir la quantité initiale de lithium a la suite du Big-Bang.

4. Lorsque nous nous référerons au lithium, ce sera toujours pour parler de son isotope ”Li qui est celui qui nous intéresse dans
le cadre de I’évolution stellaire. L’isotope 1éger °Li ne représente que 7% des abondances observées et brille 4 des températures
plus faibles (7' ~ 1.8 x 10°K), sa contribution au contenu en lithium des étoiles est donc habituellement négligeable.
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Amas Age (Ma) Nombre d’objets obs. Références
ONC 1,5 673 Rodriguez-Ledesma et al. (2009)
NGC 6530 2 1041 Henderson & Stassun (2012)
NGC 2264 3 182 Cieza & Baliber (2007)
Cep OB3b 4 459 Littlefair et al. (2010)
NGC 2362 5 271 Irwin et al. (2008a)
h Per 13 585 Moraux et al. (2013)
NGC 2547 35 175 Irwin et al. (2008c¢)
I1C 2391 50 44 Irwin & Bouvier (2009)
o Per 80 66 Irwin & Bouvier (2009)
Pléiades 125 382 Hartman et al. (2010)
M 50 130 798 Irwin et al. (2009)
M 35 150 361 Meibom et al. (2009)
NGC 2516 150 309 Irwin et al. (2007)
M 34 220 82 Meibom et al. (2011b)
M 37 550 772 Hartman et al. (2009)
Praesepe 580 133 Agiieros et al. (2011); Delorme et al. (2011)
Hyades 625 69 Delorme et al. (2011)
NGC 6811 1000 70 Meibom et al. (2011a)
NGC 6819 2380 57 Brewer et al. (2016); Meibom et al. (2015)

TABLE 1.1 — Listes des amas ouverts de comparaison
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FIGURE 1.2 — Périodes de rotation observées rassemblées par Gallet & Bouvier (2013) et Bouvier et al. (2014). Les

croix indiquent les membres des différents amas ouverts mentionnés dans la table 1.1.
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Evolution de I’abondance de lithium en surface - Observations
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FIGURE 1.3 — Abondance de lithium (telle que logN(H) = 12,00) tracée au cours du temps pour les
membres de plusieurs amas ouverts relevées par Sestito & Randich (2005), ayant une masse comprise
entre 0,7 et 1,1M (boites). Les numéros correspondent respectivement aux amas/groupes d’amas suivants :
1- NGC2264, 2- IC2391/1C2602/IC4665, 3- Pléiades/Blanco I, 4- NGC2516, 5- M34/M35/NGC6475, 6-
Hyades/Praesepe/ComaBer/NGC6633, 7- NGC752/NGC3680/IC4651, 8- M67. La courbe noire indique 1’évolution
obtenue par un modele standard d’une masse solaire a métallicité solaire calculé avec le code STAREVOL.

Le lithium a pour particularité d’étre détruit a des températures relativement basses (T ~ 2,5 x 10°K),
il ne peut donc survivre que dans les régions les plus externes des étoiles de faible masse. Dans le cas
des étoiles de type solaire, la zone de destruction est située en dessous de 1I’enveloppe convective. Celle-
ci ne peut donc pas porter le lithium de la surface jusqu’a une température suffisante et aucune déplétion
(destruction) n’est visible alors. Cependant, les observations indiquent que 1I’abondance de lithium a la
surface du soleil est considérablement diminuée comparée aux abondances météroritiques (que 1’on suppose
représentatives du systeme solaire primitif). Ceci est actuellement I’'un des problemes majeurs non résolu
de la physique stellaire.

Pendant longtemps on a étudié les amas jeunes qui représentent de bons laboratoires pour les modeles
d’évolution stellaire, pour le contenu en lithium de ses membres. Sur la figure 1.3 on montre 1’évolution
de I’abondance de surface du lithium d’un modele standard d’une masse solaire a métallicité solaire (Z =
0,0134) comparé aux abondances observées dans les amas ouverts. On remarque en particulier qu’a part la
déplétion liée a I’évolution pré-séquence principale, le modele ne permet pas de reproduire les observations,
celles-ci montrant une déplétion en lithium au cours de la séquence principale.

L existence de ce que 1’on appelle la bréche du lithium pour les étoiles de type F (Ter € [6400;6800]K)
pointe encore une fois les carences du modele standard > qui ne peut la reproduire. Comme on le voit sur
la figure 1.4, la bréche consiste en un domaine de température pour lequel on peut observer des variations
de plus de deux ordres de grandeurs de 1’abondance de lithium a I’age des Hyades ou de Praesepe environ

5. Le modele standard est défini comme un modele stellaire pour lequel seules les équations de la structure et de la nu-
cléosynthese stellaires correspondante sont résolues (certains modeles integrent également dans le modele standard la diffusion
microscopique des éléments chimiques).
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Bréche du Lithium - Observations
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FIGURE 1.4 — Abondance de lithium en fonction de la température effective dans les Hyades, les lignes continues
montrent un ajustement des données, figure extraite de Boesgaard & Tripicco (1986).

(e.g. Chaboyer 1998).

Plusieurs mécanismes capables de détruire le lithium ont été proposés pour expliquer ces traits observés
dans plusieurs amas ouverts, dont les plus efficaces sont associés au transport de moment cinétique dans la
zone radiative de 1’étoile (Charbonnel & Talon 2005b). En effet, la rotation a pendant longtemps été consi-
dérée comme un agent naturel du mélange dans les étoiles. Les modeles d’évolution incluant un transport
des éléments chimiques par les instabilités rotationnelles peuvent permettre entre autre d’expliquer le c6té
froid du cette breéche du lithium (en prenant en compte un freinage magnétique sur la séquence principale),
et I’ensemble de la bréche lorsque ces instabilités sont couplées aux ondes internes de gravité (Charbonnel
& Talon 2005b, voir chapitre 3).

Cependant, ces modeles en rotation indiquent que des taux de rotation plus importants entrainent une
déplétion en lithium plus importante, en contradiction avec les observations indiquant que les rotateurs
rapides sont ceux qui montrent le moins de déplétion pour le lithium (e.g. Bouvier et al. 2016). Les modeles
avec rotation prédisent également une déplétion en lithium dans les amas ouverts plus importante que celle
observée, et sont par exemple incapables, sans autres processus de transport, d’expliquer 1’abondance en
lithium actuelle du soleil (Charbonnel & Talon 2005a).

1.2.3 Astéro/Hélio-sismologie

Notre propre étoile-hdte, le Soleil, est celle que nous connaissons le mieux et celle sur laquelle nous
pouvons obtenir les données les plus précises. Celle dont les mesures photosphériques et météoritiques
permettent de connaitre de facon détaillée sa composition chimique. Celle dont on peut mesurer avec la
plus grande précision la luminosité, le rayon ou encore la masse grice au mouvement des autres planétes
du systemes solaire. Depuis la fin des années 1980, on peut méme sonder I’intérieur du Soleil grace a
I’héliosismologie, I’étude des pulsations solaires. Ce nouveau diagnostic interne a permis d’obtenir des le
début des années 1990 de tres bons diagnostics sur la structure interne et les processus régissant 1’hydro-
dynamique interne (voir e.g. Bahcall & Ulrich 1988, et les références internes). Nous rappelons d’abord en
quelques mots ce qu’est I’héliosismologie pour ensuite 1’étendre a d’autres étoiles.

L’étoile peut étre considérée comme une cavité sphérique sujette a des oscillations selon certains modes
propres seulement. Ces modes normaux peuvent étre résolus a la surface du soleil. Ceux-ci sont dépendants
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Profil de rotation du Soleil - Données héliosismiques
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FIGURE 1.5 — Profil de rotation du Soleil en fonction du rayon et de la latitude. Figure extraite de Garcia et al. (2007)

de la structure interne de I’étoile et se propagent dans celle-ci selon les mémes lois que les ondes sismiques
se propagent dans le manteau terrestre. De méme que dans le cas terrestre, deux types d’ondes peuvent se
propager, les modes dits de pression, appelés modes p, et les modes de gravité, dits modes g.

La période des oscillations observées a la surface du Soleil est trés courte, d’environ 5 minutes. On
explique ces oscillations a haute fréquence par I’interaction entre les modes excités et la turbulence de
surface.

Jusqu’a présent, et ce depuis une vingtaine d’années maintenant, nous n’avons observé avec certitude
dans le Soleil que des modes p, I’observation des modes g étant encore fortement discutée. Cela s’explique
par la propagation des modes dans leurs cavités résonnantes propres. Ainsi, les modes de gravité sont tres
vite évanescents dans 1’enveloppe convective, empéchant leur détection a la surface. Brown et al. (1989)
ont pu grace a I’information portée par les modes p, reconstituer pour la premiere fois le profil de rotation
du Soleil a partir des données obtenues grace au réseau GONG. Ils ont ainsi calculé le profil de rotation
jusqu’a une profondeur de 0,4R.. Les observations et analyses les plus récentes sur le sujet pour tenter
de détecter les modes de gravité solaires par Garcia et al. (2011), permettent d’obtenir le profil de rotation
jusqu’a R = 0,2R.. Le profil obtenu est représenté sur la figure 1.5. On remarque en particulier que dans
la zone convective, on retrouve bien la rotation différentielle en latitude observée en surface, mais que tres
vite lors de I’entrée dans la zone radiative, la rotation aux différentes latitudes se rejoint en une rotation
quasi-solide de toute la région radiative.

Plus récemment, les missions spatiales CoRoT (Baglin et al. 2006) et Kepler (Gilliland et al. 2010) ont
permis de confirmer la présence de ces oscillations de type solaire précédemment observées dans d’autres
étoiles (e.g. Kjeldsen & Bedding 1995; Marti€ et al. 1999). En particulier, les modes de gravité permettent
de sonder les régions les plus profondes de 1’étoile car excités dans les zones les plus fortement stratifiées.

Ainsi, I’un des grands résultats de ces missions a été de montrer qu’il est possible de sonder les régions
les plus profondes d’étoiles aussi étendues que des géantes rouges, et ce, grice a 1’astérosismologie (e.g.
Beck et al. 2012; Mosser et al. 2012). En effet, I’existence de modes mixtes d’abord excités dans les régions
centrales sous forme de modes de gravité, et propagés ensuite dans la zone convective sous forme d’ondes
de pression permet d’obtenir des informations sur la structure et la rotation de la zone d’excitation, soit une
région en plein ceeur de I’ étoile. Cette information sur la rotation différentielle a cette phase est extrémement
importante et permet en particulier de contraindre efficacement les processus de transport a I’ceuvre dans la
zone radiative au cours de la séquence principale des étoiles de faible masse.
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1.3 Modélisation de la rotation stellaire

L’ensemble de ces observations indique I’existence de transport de moment cinétique dans les intérieurs
des étoiles. L’échelle de temps caractéristique du transport peut étre évaluée grace aux modeles d’évolution
mais la nature du processus de transport ne peut étre déterminée qu’a 1’aide d’une représentation la plus
fidele possible du processus étudié. Or, deux catégories de modeles ressortent : les modeles d’évolution du
moment cinétique, auto-cohérents ou non, et les simulations (magnéto-)hydrodynamiques permettant une
modélisation multidimensionnelle a haute résolution des processus de transport mais ne permettant pas de
les étudier sur une échelle de temps séculaire, de 1’ordre du temps de vie d’une étoile.

1.3.1 Modéeles d’évolution séculaire

Peu de modeles incluent un traitement cohérent du moment cinétique. Les premiers modeles remontent
a Pinsonneault et al. (1990) et utilisent la théorie sur le freinage magnétique de Kawaler (1988) et du
transport interne de moment cinétique de Endal & Sofia (1981) (transport purement diffusif). Ces modeles
permettaient de reproduire globalement I’évolution de la rotation telle qu’observée dans les amas jeunes et
prédisaient une rotation différentielle au cours de la séquence principale pour toutes les masses. Cependant,
ils montraient alors que ni la rotation solide (transport infiniment efficace), ni la rotation entierement dif-
férentielle n’étaient possible pour reproduire les observations. Mais le manque de simulations caractérisant
les processus de transport et 1’absence de contrainte sur la rotation interne (le profil de rotation du soleil
n’avait été dérivé que I’année précédente) ne permettait de donner une échelle de temps de transport plus
précise.

Modeles bi-zones

En parallele, d’autres travaux tentent de contraindre le transport interne de moment cinétique a partir
des observations (Allain 1998; Denissenkov et al. 2010; Eggenberger et al. 2016; Gallet & Bouvier 2013,
2015; Spada et al. 2016). Ces travaux consistent généralement a supposer I’existence de 2 régions dans
I’étoile (I’une radiative, I’autre convective) et a étudier I’échange de moment cinétique entre ces deux
régions au cours de I’évolution. Ces modeles dits bi-zones sont utilisés depuis le début des années 1990
(MacGregor & Brenner 1991) en particulier pour étudier le découplage du cceur radiatif accéléré lors de la
contraction stellaire initiale et de I’enveloppe convective, ralentie par I’extraction de moment cinétique liée
a I’interaction du vent et de la magnétosphere stellaires. On détermine la quantité de moment cinétique que
doivent échanger de maniére instantanée la zone radiative et la zone convective pour avoir la méme vitesse
de rotation a chaque instant. Cette quantité échangée entre les deux régions est alors diluée sur un temps
caractéristique T, associé a un processus de transport potentiel :

Iradlconv (Qrad - Qconv)
I, rad + I conv

AJ =

(1.1

avec AJ la quantité de moment cinétique échangée entre les deux régions, I 44, I.ony les moments d’inertie
des zones radiative et convective et Q,,; et Q. les taux de rotation associés a ces deux régions. T, est
alors la variable du modele, on peut ainsi donner une échelle de temps caractéristique pour un processus de
transport. Celle-ci peut étre considérée comme étant constante (e.g. Gallet & Bouvier 2015) ou variable en
fonction de certaines propriétés associées a la rotation (comme le rapport des taux de rotation dans Spada
et al. 2010, 2011). Ces modeles tendent a montrer que ce découplage est suivi d’une phase de re-couplage
du cceur et de I’enveloppe, permettant ainsi de reproduire le profil de rotation plat associé au cas solaire.
Les temps caractéristiques de couplage sont habituellement de I’ordre de plusieurs dizaines de millions
d’années et varient en fonction de la quantité de moment cinétique initiale : les rotateurs rapides demandent
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Modéles bi-zone - Comparaison aux observations
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FIGURE 1.6 — Figure extraite de Gallet & Bouvier (2013). Evolution de la rotation de surface (trait plein) et du cceur
radiatif (trait pointillé) au cours de I’évolution pour un modele de 1,0M,. Les amas et périodes de rotation utilisés sont
indiqués dans Gallet & Bouvier (2013). Les symboles bleu, vert et rouge représentent respectivement le neuvieme
décile, la médiane et le premier quartile de chaque distribution, les courbes aux couleurs correspondantes tendent a
reproduire ces distributions.

un temps de couplage plus court (plus proche de la rotation solide) pour reproduire les observations et les
rotateurs lents doivent avoir un temps de couplage plus long.

Plus récemment, une autre contrainte pour le transport interne est apparue : les observations astéro-
sismiques ont montré que les géantes semblent avoir un cceur en rotation relativement rapide avec une
enveloppe en rotation plus lente (Deheuvels et al. 2014; Mosser et al. 2012). Des modeles bi-zones ont
permis de contraindre partiellement I’efficacité du processus de transport attendu (Spada et al. 2016). Les
auteurs ont remarqué que les échelles de temps caractéristiques du transport étaient sensiblement diffé-
rentes de celles utilisées pour reproduire les observations de périodes de rotation dans les amas jeunes. Ces
modeles seront abordés dans le chapitre 4.

1.3.2 Simulations multidimensionnelles

La rotation étant un probleme intrinsequement multi-dimensionnel, il nécessite donc une modélisa-
tion au moins bi-dimensionnelle. De plus, plusieurs instabilités qui y sont liées génerent de la turbulence,
qui est elle-mé&me un processus tri-dimensionnel. L’ étude de ces processus (mouvements bi-dimensionnels
a grande échelle ou turbulence stellaire tri-dimensionnelle) nécessite donc des codes appropriés a partir
desquels un nombre réduit d’hypotheses peut étre fait lors de I’adaptation théorique et numérique de ces
processus a une dimension dans les codes d’évolution stellaire.

Ainsi, les travaux de Rieutord (2006) a I’aide du code ESTER, permettent de modéliser de maniere tout
a fait cohérente et complete, le transport associé a la circulation méridienne dans les zones radiatives. En
particulier, les modeles d’Hypolite & Rieutord (2014) pour des étoiles de pré-séquence principale montrent
I’existence d’une circulation complexe dans la zone radiative en contraction, avec la mise en place de
multiples boucles et un transport associé tout aussi complexe. Parallelement, les travaux de Garaud &
Kulenthirarajah (2016); Prat et al. (2016); Prat & Lignieres (2014) sur I’instabilité de cisaillement vertical,
les travaux de Kitchatinov & Brandenburg (2012) sur I’anisotropie de la turbulence dans les zones radiatives
stellaires ou de Riidiger et al. (2015) sur le transport de moment cinétique par le champ magnétique sont
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autant d’avancées qui permettent au mieux de caractériser les différents processus de transport. Cependant,
aucun de ces modeles, aucun de ces codes n’est aujourd’hui capable de poursuivre un calcul sur une échelle
de temps typique de I’évolution stellaire.

1.4 Plan

Dans le cadre de cette thése, nous utiliserons les prescriptions existantes dans la littérature liées au
transport de moment cinétique, que nous couplerons a des modeles d’extraction du moment cinétique par
les vents magnétisés pour modéliser le transport de moment cinétique dans les intérieurs stellaires. Ceci
dans le but de comprendre 1’évolution précoce de la rotation des étoiles jeunes de faible masse grace a des
modeles d’évolution stellaire auto-cohérents.

Dans le deuxieme chapitre, nous décrirons le modele standard et passerons en revue I’évolution d’une
étoile jeune telle que décrite par ce modele standard. Le chapitre trois décrit les processus liés a la rotation
tels qu’ils sont utilisés au cours de cette these, du transport interne de moment cinétique par les différentes
instabilités jusqu’a I’extraction de moment cinétique par le couplage entre les vents stellaires et la magné-
tosphere. Dans le chapitre suivant, nous décrirons nos résultats concernant I’évolution du moment cinétique
d’une étoile de 1,2M., du début de la pré-séquence principale jusqu’a un stade avancé sur la branche des
géantes. Le chapitre cinq est consacré a la description et a I’analyse de la grille de modeles d’évolution que
nous avons calculée pour des étoiles de type solaire (M € [0,2;1,5]M) en rotation (trois périodes de rota-
tion initiales) a différentes compositions chimiques ([Fe/H| = —0,5; 0; +0,5). Enfin, le dernier chapitre
compile trois articles rédigés dans le cadre de cette these pour lesquels la grille de modeles a été utilisée au
cours de son développement.
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Chapitre 2

Modele standard et hypotheses du code
STAREVOL
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CHAPITRE 2. MODELE STANDARD ET HYPOTHESES DU CODE STAREVOL

Un modele standard d’évolution stellaire décrit I’évolution de la structure et de la composition chimique
d’un plasma soumis a sa propre gravité et entretenu par des réactions de fusion nucléaire dans ses régions
les plus chaudes. Ce type de modele ne tient pas compte de la présence d’un champ magnétique ou de la
rotation de 1’étoile. L’ ensemble des modeles qui seront utilisés dans ce chapitre et par la suite est le résultat
de calculs avec le code STAREVOL décrit initialement dans Mowlavi & Forestini (1994). Dans ce chapitre,
je donne un descriptif des ingrédients physiques et méthodes numériques utilisés dans le code STAREVOL
pour les modeles calculés au cours de cette these.

2.1 Equations de la structure stellaire

Les équations de la structure stellaire sont écrites de facon lagrangienne, en fonction de deux variables
indépendantes : la variable temporelle (t) et une seule variable spatiale, la masse contenue dans une sphere
de rayon r donné : m, = [ p4nr?dr.

Les équations de conservation de la quantité de mouvement, de la masse, de la chaleur et de la conser-
vation de I’énergie nous donnent le systeéme a résoudre. Il est également possible de rajouter une équation
supplémentaire afin d’aider a la convergence du calcul. En effet, on se place généralement dans 1I’hypothese
de I’équilibre hydrostatique et on suppose que la vitesse lagrangienne est nulle (#(r) = 0) mais en pratique,
on résout I’équation de la vitesse lagrangienne (Eq. 2.1) lorsqu’on s’éloigne de I’équilibre hydrostatique.
Ceci permet de prendre en compte les mouvements de matiere rapides (perte de masse ou évolution struc-
turelle trop rapide), la variable alors ajoutée est la vitesse lagrangienne u(r).

Dr

o u(r) (2.1)
3
’1) = 437[57:% (2.2)
% =— <4m2 5;7]; + Gg’) (2.3)
dInT = -V, (CI;Z% g:) % (2.4)
(;9”1; = &nue — &v + Egrav; (2.5)
avec V, = ‘(ﬂ% le gradient de température défini plus bas, &y, le terme de production d’énergie nucléaire,

€y la quantité d’énergie portée par les neutrinos, €,y la variation d’énergie interne du plasma et p la den-
sité. Ce systeme est résolu suivant la méthode de Newton-Raphson en partant de la solution du pas de temps
précédent. Nous verrons lorsque nous aborderons les effets de la rotation que certaines de ces équations se-
ront modifiées. Les conditions de bord externes sont, elles, données par des modeles d’atmosphere choisis.
(voir Sect. 2.6)
Enfin, I’évolution d’une espece chimique i de fraction molaire Y; au cours du temps suit une équation
de la forme :
% =Y (ri—rie) (2.6)
r%
ou ry; et ry sont les termes de production ou de destruction par réactions nucléaires de 1’espece i avec
I’espece k. Le réseau nucléaire que 1’on utilise ici comporte 53 nucléides, allant du proton 'H au 3’CI. Les
taux de réaction ont été mis a jour au cours de la these, passant des tables NACRE a NACRE 2 (Aikawa
et al. 2005; Arnould et al. 1999; Xu et al. 2013), modifiant surtout les taux concernant les éléments légers,
3He et “He, °Li, "Be et ®B.
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Le gradient de température V, est défini comme suit, respectivement dans les régions radiatives et
convectives de I’étoile :

*

_ 3 KkLpP
_ dinT _ Viad = W% 2.7)
dInP |

VCOI]V

T et P étant respectivement la température et la pression. k représente I’opacité de Rosseland, a = 40/¢
avec ¢ la célérité de la lumiere ! et o la constante de Stefan2. Lp est la luminosité 4 un isobare donné et
mp est la masse contenue sous cet isobare. Le gradient adiabatique V. intervient quand les particules de
fluide en mouvement n’échangent plus de chaleur avec leur milieu environnant. Il est défini dans I’équation
d’état par :

dInT > Po
Vew=|—] =——— (2.8)
com <8lnP a  CppT
avec Cp la capacité calorifique massique et 0 = — g;g? .
M

2.2 Convection

Nous utilisons le critere de Schwarzschild comme critere de convection, le milieu est convectif lorsque :

V < Veony (2.9)

La convection est traitée dans le code grace au formalisme de la longueur de mélange (MLT pour "mixing
length theory" (e.g. Bohm-Vitense 1958)). Ce formalisme donne une échelle moyenne aux mouvements
convectifs : on considerera qu’une particule fluide parcourra en moyenne une longueur A, qui est un mul-
tiple de 1’échelle de hauteur de pression Hp 3, avant de se fondre dans le milieu environnant. On préférera
utiliser le parametre normalisé o = A/H,,. Ce paramétre est calibré avec I’abondance initiale d’Hélium de
maniere a reproduire les propriétés globales actuelles du Soleil (voir sect. 2.7).

2.3 Equation d’état

L’équation d’état utilisée est décrite en détail dans Siess et al. (2000), elle est basée sur 1’expression
donnée par Pols et al. (1995). L’équation d’état est en particulier fonction de la dégénérescence électronique
et non de la pression ou de la densité, ce qui rend plus aisé la détermination de I’état d’ionisation d’un
élément ou non. En plus du formalisme de Pols et al. (1995), la fonction de partition relative a H, est donnée
par Irwin (1987) (remplagant celle de Vardya (1960) dans le formalisme de Pols et al. (1995)) et elle prend
en compte dans 1’équation de Saha I’ion H™. Ces deux éléments sont particulierement importants dans le
cas du calcul d’étoiles de faibles masses car I’hydrogene moléculaire présent dans les couches superficielles
de I’étoile représente alors une fraction non négligeable de la masse d’hydrogene. L’ion H™ reste quant a
lui faible en quantité mais augmente fortement I’opacité du milieu.

1. ¢=1299792458 m.s ™!
2. 6=567-108Js Lm2k™*
3. Distance au dela de laquelle la pression est divisée par e : Hp = —g—lﬁP
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2.4 Opacité

On détermine 1’opacité de Rosseland* du milieu en interpolant dans des tables donnant, en fonction
de la composition, I’opacité. Les tables utilisées sont données par Ferguson et al. (2005) en dessous de
8000K, en milieu froid, et obtenues sur le site d’OPAL > et adaptées aux abondances correspondantes pour
les températures supérieures a 8000K. La modification du point de jonction ne modifie pas la structure de la
photosphere ; cependant elle peut modifier le profil de température sous celle-ci et le profil gradient radiatif
dans le cas des enveloppes les plus froides.

2.5 Perte de masse

2.5.1 Reimers (1975)

On utilise a partir de la séquence principale dans le cas sans rotation I’expression empirique de Reimers
(1975) et ce jusqu’en haut de la branche des géantes :

. LR
M=n— % 3,98-10" "My .an~! (2.10)

avec un coefficient 1 = 0,5. Il est a noter que cette prescription n’est pas applicable dans le cas de la pré-
séquence principale. En effet, sa dépendance a la luminosité provoquerait de trés fortes pertes de masse des
cette phase.

2.5.2 Cranmer & Saar (2011)

Dans le cas avec rotation, I’expression donnée par Cranmer & Saar (2011) détaillée ci-dessous est par
contre théoriquement applicable depuis la pré-séquence principale jusqu’en haut de la branche des géantes.
L’expression de la perte de masse donnée par Cranmer & Saar (2011) est semi-empirique, semi-analytique,
issue de I’hypotheése d’une perte de masse a deux composantes : une composante chaude portée par la
couronne stellaire et dépendante de la pression de radiation a la surface de I’étoile, et une composante
froide liée au gradient de pression créé par les ondes d’Alfvén et donc au champ magnétique stellaire. La
maniere dont ce dernier est déterminé est précisée dans le chapitre suivant en rapport avec la rotation et les
pertes de moment cinétique (Sect. 3.3). La perte de masse combinée est exprimée sous la forme

M ~ Mioia + Mchaud €Xp (—4Mi7m) (2.11)

avec Mfoiq €t Mchaud les pertes de masses "froide" et "chaude" et My TR étant le nombre de Mach alfvénique
(u/Vy avec Vy la vitesse d’Alfvén et u la vitesse radiale du vent stellaire) dans ce que Cranmer & Saar
(2011) définissent comme la région de transition (limite entre la chromosphere et la couronne). Les termes
sont ainsi définis :

. 4R?
Wiepana = pud = RITE £y (2.12)
VBSC
avec R, le rayon stellaire et Vese = 1/2GM.,. /R, 1a vitesse d’échappement, frg est un facteur de remplissage

qui indique la fraction de la surface stellaire (au rayon de transition Ryg ~ R,) couverte par les régions
actives (Saar 1996), enfin, AFy donne la différence entre le flux d’énergie associé au chauffage a la région
de transition et le flux de chaleur porté par la conduction thermique seulement.

Mfroid = 47rrgrjtucritpcrit (2.13)

4. Moyenne harmonique de 1’opacité.
5. http ://opalopacity.llnl.gov/opal.html
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14+3My
1+MA

modes d’Alfvén v, modulée par une fonction du nombre de Mach alfvénique M4. Enfin, 7 et Perie Sont
respectivement le rayon et la densité au point critique défini comme le rayon auquel la vitesse du vent égale
la vitesse du son (modifiée par les ondes d’Alfvén, voir Cranmer & Saar (2011); Holzer et al. (1983)).

avec la vitesse critique du vent telle que ugm = 0.25\/2L ( ), définie comme la vitesse transversale des

2.6 Atmosphere

Les étoiles jeunes et/ou de faible masse se caractérisent par une importante enveloppe convective suffi-
samment froide et peu dense pour que puissent se former des molécules a leur surface. Celles-ci, de part leur
section efficace plus importante et surtout de part la multiplicité des transitions électroniques possibles, aug-
mentent trés fortement 1’ interaction du plasma avec les photons et donc 1’opacité du milieu. Celle-ci étant
ainsi modifiée, le gradient radiatif I’est aussi, ce qui impacte directement les modeles d’évolution stellaire.
L’ approximation diffusive habituellement faite sur I’équation de transfert radiatif n’est plus valide dans les
régions les plus superficielles (Morel et al. 1994) : cela signifie que le libre parcours moyen des photons
dans I’atmosphere n’est plus assez court pour recourir a I’hypothese de I’équilibre thermique local et que la
radiation n’est plus isotrope, en particulier orientée de I’intérieur vers I’extérieur de 1’étoile. On se doit alors
d’adapter les conditions aux limites adoptées et d’utiliser des modeles d’atmospheres prenant en compte
une partie au moins de ces écarts a I’équilibre.

2.6.1 Les fonctions de Hopf

Rappelons d’abord quelques notions relatives au traitement de 1’atmospheére dans des modeles d’évolu-
tion stellaire.

Dans la partie externe de 1’étoile la densité est tellement faible (~ 10~8 g.cm™3) que la stratification en
masse ne signifie plus grand chose. On défini alors une profondeur dans les couches externes qui dépend
également de 1’opacité du milieu, on parlera de profondeur optique

r:/mlcpdr:fc/wpdr (2.14)

L’ opacité de Rosseland moyenne K est moyennée sur I’ensemble de 1’atmosphere jusqu’a I’infini (en théo-
rie) ou la limite du modéle (t = 5- 103 dans notre cas) et sur ’ensemble des longueurs d’onde ; c’est
I’hypothese faite sur une atmosphere dite "grise". On définit la photosphere du modele stellaire comme
étant située a une profondeur T = 2/3, profondeur a laquelle les grandeurs effectives telles que le rayon, la
température effective ou la luminosité de 1’étoile sont définies.

La température des couches atmosphériques est définie dans le cas de 1’approximation d’Eddington
comme

3 2
T4(1) = ngg (7: + 3) (2.15)

qui donne T = T, pour T = 2/3. Cette approximation est valable si I’on consideére que I’intensité moyenne
du rayonnement varie linéairement avec la profondeur optique. Lorsque 1’on s’éloigne de cette condition,
on pose alors

3
“Tx(t+q(T)), (2.16)

(1) =3

avec ¢(7) la fonction de Hopf. Celle-ci intervient dans 1’équation de la chaleur décrite dans le §2 en modi-
fiant I’opacité x présente dans 1’expression du gradient radiatif V. Cette fonction de la profondeur optique
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Diagramme HR - Atmosphere

10

log L (L)

—— PHOENIX

**** Atm. grise d’'Eddington
0.1

— - Modele d’atm. de Siess00

7000 6000 5000 4000
Teff (K)

FIGURE 2.1 — Evolution dans le diagramme de Hertzprung-Russel de trois modeles de 0,5, 1,0 et 1,5 M, avec les
effets de différents traitements de I’atmosphere

permet de compenser en partie les effets de 1’opacité a basse température. Un certain nombre d’expressions
de ¢(7), tabulées ou analytiques ont été déterminées a partir du Soleil. On peut citer en particulier la pre-
miere expression tabulée de Hopf (1930) lui-méme et 1’expression analytique donnée par Krishna Swamy
(1966). Ces formalismes analytiques sont extrémement pratiques lorsqu’il s’agit de les implémenter dans
un code d’évolution car il est alors tres facile d’en calculer la dérivée nécessaire lors du calcul de la structure
stellaire.

Ainsi, au début de cette these, les premiers modeles ont été calculés avec une atmosphere grise d’Ed-
dington, ¢(7) = constante. Tres vite, j’ai implémenté ’expression analytique de Krishna Swamy (1966) qui
donne une premiere approximation des effets de 1’atmosphere sur le diagramme HR (voir figure 2.1). Dans
cette expression, ¢(T) est variable avec la profondeur optique :

q(t) =1,39—0,815¢ 27 —0,025¢ 37, 2.17)

Comme on le voit sur la figure 2.1, la différence est déja notable pour les modeles les moins massifs.
Cependant, I’ajustement du profil de température par Krishna-Swamy a été fait dans 1’hypotheése d’une
atmosphere similaire au Soleil, c’est-a-dire avec un flux convectif en surface faible comparé au flux radiatif
émergent. Elle ne s’applique donc théoriquement pas a des étoiles de plus faible masse, possédant une
enveloppe convective plus conséquente.

Dans un second temps, j’ai recalculé des modeles avec 1’expression analytique utilisée par Siess et al.
(2000) qui prend en compte la dépendance de la fonction a la température effective, la métallicité et a la
gravité effective. La fonction ¢(T) est basée cette fois sur des modeles d’atmospheres spécialement réalisés
pour des naines froides : Plez (1992) - Eriksson (com. privée) - Kurucz (1991) respectivement pour les
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gammes de température 2500K-4000K, 4000K-5500K et au-dela de 5500K. Cependant, les résultats mon-
trés sur la figure 2.1 indiquent que la température effective est (Iégeérement) augmentée par 1’effet de 1’at-
mosphere alors que celle-ci, en prenant en compte des especes chimiques supplémentaires pour 1’opacité,
devrait au contraire diminuer la température de surface de 1’étoile. STAREVOL ayant subi de nombreuses
modifications depuis la version utilisée par Siess et al. (2000), il est difficile de dire précisément ce qui a
induit ce changement de comportement et a quel moment, mais le résultat est loin d’étre concluant.

2.6.2 Modeles d’atmosphere PHOENIX

La différence entre modeles d’évolution avec et sans traitement particulier pour I’atmosphere pouvant
s’élever jusqu’a plusieurs centaines de Kelvin pour les étoiles de faibles masses (voir figure 2.1), on se doit
de soigner ce point lors du calcul d’une grille de modeles PMS et d’utiliser des modeles d’atmospheres
cohérents avec le calcul de la structure interne. (e.g. Baraffe et al. 1998; Morel et al. 1994; Tognelli et al.
2011) Nos modeles d’évolution sont calculés a partir des abondances solaires données par Asplund et al.
(2009). Par un souci de cohérence, j’ai sélectionné des modeles d’atmospheres calculés avec ces mémes
abondances. J’ai finalement choisi la grille de modele PHOENIX dans sa version BT-Settl (Allard et al.
2012) avec les abondances d’Asplund et al. (2009) car elle s’étend sur une large gamme de températures
effectives (T = 2600K; 70000K), de gravités effectives (log gesr = —0.5;+6.0) et de métallicités ([Fe/H] =
—4;40,5).

L utilisation de modeles d’atmosphere comme condition de bord d’un modele d’évolution est mainte-
nant chose relativement commune lors du calcul de modeles d’étoiles de faibles masses, mais tous les codes
ne traitent pas la partie atmosphérique de la méme facon. La plupart des codes d’évolution découplent le
calcul de la structure interne et le calcul de I’atmosphere en faisant un certain nombre d’hypotheses, va-
lides dans la plupart des cas. Dans les régions les plus externes de I’étoile, typiquement, au-dela de 7 = 10
(Trampedach et al. 2014), on admet que la production d’énergie nucléaire est completement négligeable,
que la luminosité est donc constante et que la masse ne varie plus. Cela demande alors de résoudre un jeu
d’équations simplifié¢ dans les régions atmosphériques, différent de celui utilisé pour le reste de la structure
interne. Dans STAREVOL il n’y a pas cette distinction. On décide donc pour traiter I’atmosphere correcte-
ment d’avoir recours a la fonction de Hopf qui est estimée a partir de modeles d’atmospheres dédiés, ici les
modeles PHOENIX. La fonction de Hopf ¢(7) s’écrit sous la forme :

T(7)

4
q(t)=4/3 <Tﬁ) -1, (2.18)

avec T'(7) le profil de température extrait des modeles d’atmospheres réduits et tabulés et Togr la température
effective donnée par la table.
Pour retrouver ce profil de température, j’ai mis en place la procédure suivante :
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Extraction des tables de modeles d’amosphere PHOENIX
Table quadri-dimensionnelle : Z(gesr; Tefr tabs Tab) avec Tiap = Tian(T)
(Données : Profondeur optique, température et densité)

Interpolation en Z,

Table tri-dimensionnelle :
et (Tef tabs Trab)

Interpolation en gefr «

Calcul de la structure interne : Table bi-dimensionnelle :
— T.(7) dans I’étoile Tt tab(Tiab )

Test de y? entre chaque Tiy(7) et 7.(7)

!

Pour chaque valeur de 7, on détermine Teff o1 pour
Ttab(T) ~ T*(’L') avec T € [30; 100] — T(]éff’tab)
Détermination d’une T moyenne (Tefr an) pour T € [30;100]
— Interpolation en (Tegr jab) dans Tegr tab (Tian) — T(7T)
Détermination d’une fonction ¢(7) a partir de I’équation 2.18
avec le profil T'(7) a la température effective (Tt ab)

2.7 Calibration solaire

2.7.1 Calibration standard

La plupart des abondances d’especes chimiques dans le Soleil peuvent étre mesurées par spectroscopie
mais certains éléments, et en particulier I’hélium, dérogent a la régle et ne peuvent étre estimés que par
des modeles d’évolution stellaires ou grace a 1’héliosismologie. Un moyen de retrouver la quantité initiale
d’hélium (Yj,;) solaire consiste a 1’ajuster de facon a pouvoir reproduire le Soleil d’aujourd’hui. Une quan-
tité d’hélium plus importante diminuera 1’opacité globale et donnera une étoile plus compacte, plus chaude
et Iégerement plus lumineuse et I’inverse pour une quantité d’hélium plus faible a métallicité fixée.

Un autre parametre demande a étre calibré pour reproduire la structure du Soleil aujourd’hui, le para-
metre de longueur de mélange ¢, (voir Sect. 2) qui comprend 1’ensemble des incertitudes liées au traitement
de la convection.

De maniére a donner une valeur a ces deux parametres, on suit un schéma itératif testant 4 modeles
d’une masse solaire arrivant a 1I’age du soleil, avec plus ou moins d’hélium et une longueur de mélange plus
ou moins grande.

De I’erreur de ces 4 modeles par rapport au Soleil, on en déduit une nouvelle valeur pour les deux
parametres qui serviront a nouveau a calculer 4 modeles. Et ainsi de suite jusqu’a arriver a une luminosité
et un rayon égaux a ceux du soleil d’aujourd’hui 2 107> pres, ceux-ci étant fixés comme indiqué dans
la table 2.1. Suivant la physique utilisée, les valeurs different considérablement, on utilisera toujours les
abondances solaires déterminées par Asplund et al. (2009) :
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Quantité Valeur solaire Références
Masse 1,9891-10%¢ Bahcall et al. (1995)
Rayon 6,9599 - 10'%cm Allen (1976)
Luminosité 3,846-10%%erg.s~! Bahcall et al. (1995)
Age 4,57-10%ans Wasserburg (annexe de Bahcall et al. 1995)
(Z/X)., (photosphérique) 0.0181 Asplund et al. (2009)

TABLE 2.1 — Données solaires extraites de la littérature utilisées dans le cadre des calibrations solaires réalisées ici

— Avec une atmosphere grise : Y, = 0,26885 et o, = 1,6267
— Avec une atmosphere utilisant I’expression de Krishna-Swamy : Yj,; = 0,26855 et o, = 1,702

— Avec une atmosphere déterminée a partir des grilles de modeles PHOENIX : Yi,; = 0,2676 et o, =
1,973.

Il est a noter que les calibrations réalisées ici n’ont pas la prétention d’&tre des calibrations sismiques :
elles ne permettent ni de reproduire le profil de vitesse du son héliosismique (voir fig. 2.2), ni le flux
de neutrinos, ni les abondances de Lithium et de Béryllium de surface, ni méme la taille de I’enveloppe
convective du Soleil. Par exemple, le modele calibré avec une atmosphere déterminée a partir des grilles
de modeles PHOENIX sans diffusion microscopique arrive a I’age du Soleil avec une fraction de masse
d’hélium en surface Y5 = 0.269, a comparer a la valeur Yg ,,; = 0.2485 de Asplund et al. (2009), et une
enveloppe convective a Reny = 0.741R., bien différente de la valeur héliosismique : Repyobs = 0.713 £
0.001R (e.g. Bahcall et al. 2004).

2.7.2 Calibration avec transport rotationnel et diffusion microscopique

Enfin, une derniere calibration a été réalisée en prenant en plus en compte les effets de la diffusion
microscopique (Paquette et al. 1986) et du transport associé a la rotation (voir chapitre suivant) avec des
conditions initiales de rotation données (couplage avec le disque proto-planétaire pendant 5 Ma et période
de rotation initiale de 1,75 jours autorisant des facilités de calcul et permettant de reproduire la médiane
des observations dans les amas ouverts ®) et un freinage permettant de reproduire la rotation du Soleil
actuel 2 102 pres. L’ajout de ces deux processus  la calibration modifie les abondances de surface et en
particulier celles des éléments lourds. Le rapport entre la quantité d’éléments plus lourds que I’hélium et
d’hydrogene du soleil actuel est associé aux abondances de référence solaire et ici fixé a Z/X, = 0,0181,
comme la métallicité de surface varie au cours du temps, il m’a fallut alors modifier la métallicité initiale
pour reproduire cette valeur. La diffusion microscopique entraine une diminution progressive des éléments
lourds a la surface, entrainés par la gravité, la métallicité initiale est donc plus importante que la valeur
solaire actuelle.Asplund et al. (2009) donnent ainsi une valeur de 0,0142 pour la métallicité proto-solaire.

— Cette calibration nous permet donc d’obtenir les valeurs suivantes pour le modele initial : Y;,; = 0.273,
Zini = 0.01442 et o, = 2,195.

On arrive cette fois a I’4ge du Soleil avec une quantité d’hélium en surface Ys = 0.2453 et une enveloppe
convective a Reny = 0.724R, plus proche de la valeur sismique a Reny obs = 0.713R, que dans le cas du
modele sans diffusion microscopique ni transport rotationnel.

6. Il est a noter que quelques soient les conditions de rotation initiales, I’extraction de moment cinétique entraine une perte de
mémoire de I’histoire rotationnel de 1’étoile
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Profils de vitesse du son des modeles calibrés comparés a ’héliosismologie
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FIGURE 2.2 — Profil de vitesse du son comparé au profil obtenu par inversion héliosismique pour deux modeles
1z . . N 2 2
calibrés en luminosité et rayon (et rapport Z/X pour le modele non-standard). SCL = C“‘e“’zﬂ

theo

2.8 Evolution des étoiles jeunes de faible masse

Maintenant que nous avons vu quels étaient les ingrédients utilisés par le code d’évolution STAREVOL
dans sa forme standard, passons rapidement en revue I’évolution d’une étoile jeune, de sa formation a
I’arrivée sur la séquence principale telle que décrite par I’évolution stellaire (e.g. Kippenhahn & Weigert
1990) et confirmée par de nombreuses observations (voir e.g. Torres et al. 2013). Rappelons toutefois que
nous débutons 1’évolution de nos modeles au cours de la phase T-tauri (voir plus bas), sur le tracé d’Hayashi,
sous forme d’un polytrope résultant d’une premiere convergence des équations de la structure interne. Les
premieres phases d’évolution (Section 2.8.1 et 2.8.2) ne sont donc pas prises en compte dans le cadre du
calcul évolutif.

2.8.1 Formation-classe 0 et /

Les étoiles de faible masse (i.e. M < 2M,)) sont formées par I’effondrement sous ’effet de son poids
d’un fragment de nuage moléculaire en rotation. A la contraction du nuage initial s’opposent les pressions
d’origine thermique, magnétique ou encore turbulente. Celles-ci ralentissent dans un premier temps le pro-
cessus d’effondrement, mais une fois que la condensation rend le nuage gravitationnellement instable, le
nuage moléculaire s’effondre tres vite sous forme de disque entourant un objet central. Des lors que le
disque et I’objet central se distinguent du reste du nuage, on parle d’une proto-étoile. Les stades évolutifs
appelés classes, sont caractérisés essentiellement par la distribution spectrale d’énergie (SED) observée. La
classe 0 désigne le stade ol la proto-étoile accrete encore de 1’enveloppe environnante la plupart de sa ma-
tiere. Andre et al. (1993) définissent comme criteére de différenciation entre la classe O et la classe / la masse
de I’objet central par rapport a cette enveloppe : en classe 0, M,y > M, tandis qu’en classe I, Mepy < M..
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Pre-Stellar Phase

Protostellar Phase

Pre-Main Sequence Phase

FIGURE 2.3 — Création et évolution du disque d’accrétion autour de 1’étoile T-Tauri, crédit : Nicolas Grosso
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Diagramme HR - Evolution pré-séquence principale
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FIGURE 2.4 — Tracé dans le diagramme de Hertzprung-Russel (HR) de trois étoiles de 0,5, 1,0 et 1,5M, sur la
pré-séquence principale et la séquence principale. On indique ici les différentes phases de 1’évolution pré-séquence
principale.

2.8.2 Phase T-Tauri

Les objets de classe 0 et I montrent une SED tres étalée dans I’infrarouge qui se rapproche du visible au
fur et a mesure qu’ils évoluent comme on le voit sur la figure 2.3. Lorsque la SED atteint cette limite, que
I’objet devient donc visible, on 1’appelle alors étoile, ou plus spécifiquement objet de classe /I ou encore
"étoile T-Tauri" car I’étoile est entourée d’un disque qu’elle accrete petit a petit. On distingue sa SED d’un
corps noir essentiellement par I’exces infrarouge et lors de 1’observation en visible on voit clairement la
présence d’un disque (voir e.g. Kenyon & Hartmann 1995) Bien que celui-ci soit alors peu massif (0,9%
de M., en moyenne d’apres André (1994)), il posseéde encore la majeure partie du moment cinétique du
systeme de par son rayon étendu (~ 10'~2 unités astronomiques (UA)). La quantité de moment cinétique
du disque est d’ailleurs équivalente a celle du systéme solaire d’aujourd’hui. Lorsque le disque devient
optiquement fin et que ’accrétion est moins intense, on parle de wT'TS pour "Weak(-line) T-Tauri Star",
littéralement "étoile T-Tauri a faibles raies", on parle ici des bandes d’émission engendrées par les chocs
d’accrétion a la surface de I’étoile qui sont encore plus faibles voire absentes pour les NTTS (naked T-Tauri
Stars).

2.8.3 Tracé de Hayashi

En arrivant au stade Classe /1, I’étoile apparait enfin le long du tracé d’Hayashi qui représente le chemin
suivi par une étoile completement convective d’une masse et composition chimique données, dans le dia-
gramme HR. On définit a droite de cette ligne dans la diagramme HR, une "zone interdite" (Hayashi 1961)
liée a la structure complétement convective de 1’étoile. En effet, le gradient de température V est alors ap-
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Diagrammes de Kippenhan : 0,5, 1,0 et 1,5 M,
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FIGURE 2.5 — Evolution temporelle de la structure des modeles de 0,5, 1,0 et 1,5M,. Les zones hachurées repré-
sentent les zones convectives, le tracé supérieur indique le rayon de surface de 1’étoile. En vert est indiquée la limite
de la zone de combustion de 1’hydrogéne (ou deutérium) et en bleu la limite de combustion de I’hélium (*He et “He)

proximativement constant (V = V .y, voir Eq. 2.8) dans toute 1’étoile. L’ étoile est alors un polytrope et le
gradient de densité suit une relation similaire au gradient de température et de pression. Autrement dit, a
une masse et une composition chimique données correspondent un rayon fixé.

Si I’on diminue artificiellement la température d’une étoile polytropique en conservant sa masse et sa
luminosité constante, les équations de la structure stellaire indiquent que son rayon doit augmenter. Or,
si ’on accroit la taille d’un polytrope, sa masse doit augmenter en conséquent. On a alors une incohé-
rence entre les masses dans ce cas. Ainsi, une étoile completement convective ne peut voir sa température
diminuer tout en restant stable.

Le long du tracé d’Hayashi, 1’étoile est a I’équilibre quasi-hydrostatique, en contraction beaucoup plus
lente que I’échelle de chute libre, plutot de 1’ordre du temps de Kelvin-Helmholtz. En effet, la quasi-totalité
de I’énergie mise en jeu ici provient de la contraction gravitationnelle.

2.8.4 Fusion du deutérium

A cette phase de 1’évolution, la température de I’étoile n’est pas suffisante pour détruire les especes
chimiques dérivées de I"’hydrogene ayant une forte contribution a I’opacité (H™ et Hy). L’opacité importante
diminue la luminosité et contient I’énergie au sein de I’étoile en contraction augmentant ainsi la température
au centre de celle-ci. En effet, trés vite, le centre de 1I’étoile atteint la température de 10° K qui permet la
combustion du deutérium par la réaction

"H+?D — 7+’ He.
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La quantité de deutérium étant généralement trés faible, cette réaction génere certes beaucoup d’énergie
et permet d’empécher la contraction de I’étoile, mais pendant un court laps de temps seulement. Pour des
étoiles de 0,2, 1,0 et 2,0 masses solaires (M) a métallicité solaire, les modeles STAREVOL indiquent
qu’il n’y a plus de deutérium au-dela de respectivement 4 - 10%, 3,2-10% et 2,2.10° ans.

2.8.5 Fusion du lithium

L’ étoile continue alors sa contraction et les température (T.) et densité (p.) centrales augmentent. Vient
ensuite la combustion d’un autre élément léger : le lithium avec ses deux isotopes, SLi et "Li est stable
jusqu’a des températures centrales T, = 2,5 - 10°K pour le °Li et T,=3-10°K pour ’Li dans une étoile de
type solaire :

Li+'H —* He +* He
et
°Li+'H —* He +> He

La fusion du lithium 7 intervient aux alentours de 10°, 2-10% et 3-107 ans pour des étoiles de respectivement
2,1et0,2 M.

Evolution de la structure interne a la phase PMS

2.8.6 Zone radiative

A composition chimique solaire, pour des étoiles de masses inférieures a 0,3 M., la température cen-
trale et donc I’énergie générée dans le coeur ne sont jamais assez importantes pour développer un coeur
radiatif et s’éloigner du tracé d’Hayashi : ces étoiles restent convectives durant I’ensemble de leur vie. En
revanche, pour des étoiles plus massives (M > 0.3M.,), le centre de 1’étoile devient suffisamment chaud
pour que I’hydrogene et I’hélium présents soient essentiellement ionisés, diminuant ainsi le gradient radia-
tif jusqu’a étre inférieur au gradient adiabatique. Le transport d’énergie est dominé alors par le transfert de
photons. L’ enveloppe convective se rétracte (voir le diagramme 2.5) et I’énergie générée au coeur de 1’étoile
peut se frayer un chemin jusqu’a la surface. Lorsque le coeur radiatif est suffisamment important (~ 80%
de la masse de 1’étoile), I’enveloppe est suffisamment fine pour que la température effective augmente ainsi
que la luminosité de I’étoile, 1’étoile entre sur ce que 1’on appelle le tracé de Henyey, quittant ainsi celui
d’Hayashi (Voir Henyey et al. 1955, et figure 2.4).

2.8.7 Coeur convectif

Une fois que la température centrale dépasse un certain seuil (~ 10’K), quelques réactions aux taux trés
sensibles a la température (T'!%), impliquant les éléments CN, se produisent :

2C4+'H - BN+y

BC+'H - "N+y
Le tres fort dégagement d’énergie qui leur est associé accroit le gradient radiatif et fait apparaitre un coeur
convectif. [ expansion brutale dans les régions centrales entraine une forte consommation d’énergie et en
diminue la quantité atteignant les zones plus externes de I’étoile. En conséquence, 1’étoile se contracte et

la luminosité et la température effective de I’étoile décroissent, formant ce petit crochet dans le diagramme
HR (voir figure 2.4).
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Chaines p-p

'H+'H — D+et+v,
ppl 2D+'H — He +y
He +3He - “He +2'H
SHe +*He — Be+y
ppll  "Be+te” — Li+v,
Li+'H — 2*He
"Be+'H — SB+y
p-p III B — SBe+et +v,
8Be — 2He

2.8.8 ZAMS (Zero-Age-Main-Sequence)

Suite a la mise a I’équilibre du CN, la température centrale atteint une valeur suffisante pour fusionner
efficacement I’hydrogene via les chaines p-p :

De maniere générale, la séquence principale est définie comme la phase pendant laquelle 1’étoile main-
tient son équilibre par la combustion centrale de I’hydrogene. La définition du début de la phase (Ia ZAMS)
peut varier suivant le modele d’évolution utilisé.

On peut la définir comme I’instant a partir duquel la quantité d’énergie produite par les réactions nu-
cléaires des chaines p-p est supérieure a la quantité d’énergie apportée par la contraction gravitationnelle
(e.g. Bressan et al. 2012; Marques et al. 2008) ou comme [’instant a partir duquel une certaine quantité
d’hydrogene a été consommée au cceur (Eggenberger et al. 2008; Lagarde et al. 2012). C’est notre cas
ici, nous consideérerons a partir de maintenant que 1’on a atteint la séquence principale lorsque 0,2% de
I’hydrogene central a été consommé.

2.8.9 Séquence Principale

A partir de la ZAMS, 1’étoile est a 1’équilibre hydrostatique et sa structure ne varie que trés lentement
tant que la combustion de I’hydrogene centrale est suffisante pour compenser la contraction gravitationnelle.
Les étoiles de moins d’1,3M voient leur coeur convectif se résorber lentement lorsque 1’équilibre du
carbone est atteint. La source d’énergie nucléaire dominante est alors la fusion de 1’hydrogene par les
chaines p-p. Dans le cas des étoiles plus massives, la température centrale dépasse 17 - 10°K (Maeder 2009)
et le cycle CNO peut étre complété et entretenu. L’ hydrogene central est alors consommé a travers le cycle
CNO plutdt que par les chaines p-p (voir Fig 25.2 Maeder (2009)). Pour les mémes raisons qu’au cours de
la PMS, (Section 2.8.7), ces étoiles développent un cceur convectif et le gardent jusqu’a la fin de la séquence
principale.
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Modeles avec rotation
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Le modele standard est maintenant défini. Celui-ci a encore aujourd’hui beaucoup de succes et permet
d’expliquer en détail les différentes phases de I’évolution stellaire, de donner un age a un amas ou de
donner un grand nombre de grandeurs caractéristiques d’une étoile. Cependant, comme nous 1’avons vu
dans I’introduction, certaines anomalies nécessitent de prendre en compte des effets de processus tels que
la rotation. Nous allons voir dans ce chapitre les différents effets de la rotation sur 1’évolution stellaire et
de quelles facons sont formalisés ces effets dans STAREVOL. La rotation modifie de plusieurs manieres
I’évolution de 1I’étoile :

— La premiere est structurelle : la force centrifuge générée par la rotation réduit la gravité effective si
I’on s’éloigne de I’axe de rotation. On se doit donc de prendre en compte les effets de la rotation dans
I’équation hydrostatique. De plus, le flux radiatif est aussi lié a la gravité effective (von Zeipel 1924),
il varie le long d’une isobare et I’équation de 1’équilibre radiatif doit étre modifiée en conséquence
(voir Endal & Sofia 1976).

— La seconde concerne la distribution interne des éléments chimiques et du moment cinétique : I’équi-
libre hydrostatique et I’équilibre thermique ne peuvent plus étre satisfaits simultanément lorsque la
symétrie sphérique n’est plus respectée ; des flux de chaleur apparaissent alors le long des méridiens
de maniere a compenser ce déséquilibre, on parle de circulation méridienne (Eddington 1925; Vogt
1925; von Zeipel 1924). Ces courants chargés d’évacuer I’exces d’énergie des régions chaudes, sont
responsables d’une partie du transport de moment cinétique et dans une moindre mesure, de matiere
a travers I’étoile. De plus, contrairement a I’'image que s’en faisait Von Zeipel et qui a donné lieu
au célebre paradoxe de Von Zeipel, 1’étoile n’est pas une boule de gaz en rotation solide, il se forme
naturellement un gradient de rotation au sein de la zone radiative de 1’étoile. Celui-ci génere de la
turbulence qui est, elle aussi, responsable d’une part du transport radial de moment cinétique et des
especes chimiques.

— Enfin, la rotation modifie la perte de masse de I’étoile : celle-ci est intimement liée a la luminosité de
I’étoile qui est elle-méme dépendante (modérément) du taux de rotation (voir e.g. Maeder & Meynet
2001). On peut mentionner également 1’effet purement mécanique de la rotation sur la perte de masse
lorsque 1’étoile dépasse la vitesse dite "de rupture” ou critique, quand la force centrifuge additionnée
a la poussée radiative prennent le pas sur la gravité de surface de 1’étoile. Cet effet intervient essen-
tiellement dans les cas de rotations extrémes d’étoiles massives (voir Maeder & Meynet 2000). Dans
le cas des étoiles de plus faibles masses, la perte de masse dépend en partie également de la capacité
de I’étoile a se doter d’une magnétosphere, or la rotation est un acteur direct de la création méme du
champ magnétique par dynamo stellaire (Voir Cranmer & Saar 2011, et les citations associées).

3.1 Modélisation de I’effet hydrostatique

Du fait de la force centrifuge s’exercant perpendiculairement a I’axe de rotation d’une étoile, la rotation
entraine une déformation des isobares et un écart a la symétrie sphérique. L’étoile parait alors légérement
aplatie aux poles (e.g. Domiciano de Souza et al. 2014; Ekstrom 2008). En réalité, c’est le rayon a I’équateur
qui augmente avec le taux de rotation tandis que le rayon polaire n’est que trés peu affecté (Maeder 2009).
Bien que la surface globale de 1’étoile soit augmentée, les régions équatoriales sont légerement plus froides
et la luminosité intégrée ainsi que la température effective de I’étoile diminuent avec la rotation. Endal
& Sofia (1976) ont formalisé ’effet de la force centrifuge sur la structure en posant deux facteurs fp et
Jfr qui s’inserent dans les équations de la structure interne. L’étoile n’étant plus sphérique, les grandeurs
caractéristiques sont prises sur les isopotentielles suivant le formalisme d’Endal & Sofia (1976). Meynet
& Maeder (1997) ont pointé le fait que ceci n’est vrai que dans un cadre conservatif, ce qui n’est pas le
cas d’une étoile en rotation différentielle ot on doit alors exprimer les grandeurs le long des isobares. En
effet, par définition de 1’équilibre hydrostatique, € est constant sur une isobare et VQ est parallele a VP,
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FIGURE 3.1 — Diagramme de Hertzprung-Russell d’étoiles de 0.5, 1 et 1.5 Msun, en rotation rapide (P;,;=1,4 jours,
en ligne discontinue), en rotation moyenne (P;,;=4,5 jours, en tracé continu) et en rotation lente (P;,;=9 jours, en
pointillés, superposés a la précédente).

On exprime alors les équations de la structure stellaire comme des fonctions de la masse contenue sous
Iisobare : mp = [" prridr

Dl”p
i 3.1
Dr Y (3.1)
P B 3 8mp '
Du opP Gmp
N (VD P R .
e (oei )
Gmp D?’rp\ dmp
dInT = -V 34
! *< r3 Dr? ) 47'L'r1%PfP S
JL
% = Enec — & + Egrav, (35)
V. esttel que V, = min [Vad, V ad %] avec :
4mrs, 1
= 3.6
fP GmpSp < g_1 > ( )
et
2
4nrd 1
= . 3.7
Jr (Sp> <g><gl> -7

Dans STAREVOL, nous utilisons le formalisme conservatif d’Endal & Sofia (1976) qui détermine les
deux facteurs fp et fr le long des isopotentielles et non des isobares. Cela se justifie par le fait que la
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différence entre les facteurs obtenus avec les deux formalismes est inférieure a 0.1% dans le cas présent
des étoiles de faible masse en rotation relativement lente (Q < Qi avec Q. la vitesse critique au dela de
laquelle I’étoile n’est plus gravitationnellement liée).

3.2 Transport dans la zone radiative

Comme nous I’avons vu dans le premier chapitre, le besoin de traiter le mélange rotationnel de maniere
cohérente est maintenant largement reconnu et différentes "histoires rotationnelles" peuvent expliquer une
grande partie des comportements stellaires observés. Ceci requiert des modeles auto-cohérents qui prennent
en compte 1’évolution du moment cinétique des la PMS. Bien que la rotation soit un processus intrinseque-
ment tri-dimensionnel, de méme que les instabilités qu’elle génere, le formalisme développé dans Zahn
(1992) permet de projeter ses effets moyennés sur le rayon de I’étoile. Ce formalisme est basé sur I’hy-
pothese que la turbulence générée le long des isobares (isopotentielles initialement), est bien plus efficace
pour transporter moment cinétique et especes chimiques le long des isobares que la turbulence dans le sens
radial (forte anisotropie de la turbulence). Ceci s’appuie sur le fait que la turbulence radiale s’oppose a la
stratification en densité de 1’étoile tandis que le long des isobares, rien ne s’oppose au transport turbulent.

3.2.1 Turbulence de cisaillement vertical

Des lors que 1’étoile est en rotation différentielle, un certain nombre d’instabilités hydrodynamiques
apparaissent parmi lesquelles le cisaillement est la seule pour laquelle il existe une prescription en ré-
gime non-linéaire. Rappelons d’abord que pour extraire 1’énergie de la rotation différentielle, on doit étre
capable de surmonter la stratification en densité caractérisée par la fréquence de Brunt-Viisila N !. En
comparant les énergies cinétique et potentielle et en supposant 1’adiabaticité, on obtient le critére d’instabi-
lité¢ de Richardson. Ce critere rend compte a lui seul du comportement du plasma vis-a-vis de I’instabilité
de Rayleigh-Taylor (un fluide plus lourd supporté par un fluide plus léger), avec pour force de rappel, la
force de Coriolis s’opposant a la stratification, et de I’instabilité de Kelvin-Helmholtz (gradient de vitesses
horizontales)

: N? o1
Ri = W < Rlc = Z,
avec u la vitesse du fluide et z la composante radiale perpendiculaire a 1’axe de rotation ; (voir par exemple
Chandrasekhar 1961). On a ici une condition non-linéaire d’instabilité. On prend habituellement la valeur
de 1/4 mais celle-ci est sujette a discussion (Canuto 1998). L’instabilité de cisaillement apparait a deux
échelles temporelles induisant un mélange différent dans les deux cas, on a des instabilités de cisaillement
dynamique et séculaire.

(3.8)

Instabilité de cisaillement vertical

Dans la direction de la stratification en entropie, la stratification thermique et la stratification du poids
moléculaire moyen tendent a empécher 1’ instabilité de se développer. Toutefois, comme 1’a mis en évidence
Zahn (1974) la diffusion thermique K7 agit de maniere a réduire I’effet stabilisant de la stratification et
change le critere. Un point est a mentionner ici, comme I’ont montré Chaboyer & Zahn (1992), le transport
des especes chimiques est a distinguer du transport de moment cinétique. En effet, on moyenne le coefficient
de diffusion des especes chimiques D, sur une isobare par :

"D, (r,0)sin0dO
Dv(l”) _ fO ng : ) ,
Jo sin0d6

1. Sous sa forme générale :N = (g6 /Hp)(Vaq —V +P@/SNy)

(3.9
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avec 0 la co-latitude, tandis que pour le coefficient de viscosité turbulente v,, on diffuse une grandeur
dépendante elle-méme explicitement de 6, Q(rsin®)?. Cette dépendance 2 la latitude doit étre prise en
compte lors de la moyenne sur 1’isobare, on a alors :

~ Jyv(r,0)sin’ 646

[Fsin’6d6
De plus, V. Prat (com. privée) a montré a partir de simulations numériques en milieu stratifié que I’on a
la relation suivante entre le coefficient de viscosité turbulente transportant le moment cinétique (v,) et le

coefficient de diffusion des éléments chimiques associé a la turbulence verticale (D, ), a prendre en compte
lors du calcul de la moyenne sur I’isobare :

4
Vy >~ =D,. 3.11
5 (3.11)

(3.10)

v, (r)

Détaillons maintenant quelques-unes des expressions de la littérature utilisées pour décrire le coefficient
de viscosité turbulente verticale déja implémentées dans STAREVOL (excepté la derniere de Prat et al.
(2016)).

Zahn (1992)

Zahn (1992, aprés 792) 2 a d’abord exprimé le coefficient de viscosité turbulente sous la forme suivante
en s’inspirant des travaux de mécanique des fluides liés a I’instabilité de Rayleigh (voir Zahn 1974) :

4 e\’
Voz = —RiKr <r> (3.12)

ou Ri. est le nombre de Richardson critique, au dela duquel I’instabilité se développe. On peut remarquer
en particulier ici que la stratification chimique n’est pas prise en compte dans cette expression, Ny n’étant
que la composante thermique de la fréquence de Brunt-Viisila.

Maeder (1997)

Maeder (1997, apres M97) a repris 1’expression générale du critere de Richardson en incluant la dépen-
dance au gradient de composition chimique et en prenant en compte les pertes radiatives lors du déplace-
ment de la particule fluide :

r N\ , o, 1(/du\’
— NP 4NZ<- (] . 3.13
<r+1> Tt “<4<dz> ©-13)

Pour des tourbillons de taille / et de vitesse v, ou I'= vl /(6K7), la partie thermique de la fréquence de Brunt-
Viisild Ny = (g6 /Hp)(Vaq — V) et la partie chimique de la fréquence de Brunt-Viisild Ny = (¢ /Hp)V y,
dlnp dlnp

avec Kr la diffusivité thermique, Hp 1’échelle de hauteur de pression, 6 = g7 - © =T P et les
gradients tels que définits précédemment (Sect 2). Le terme ‘j—? caractérise le cisaillement du fluide en

fonction de la coordonnée verticale z, u étant la vitesse horizontale du fluide. Il existe toujours un tourbillon
suffisamment petit pour que ce critere d’instabilité soit satisfait. La diffusivité turbulente D = v/ correspond
aux plus grands tourbillons satisfaisant cette condition : c¢’est une description non linéaire, basée sur des
considérations énergétiques. Plus tard, les effets du couplage thermique ont été mis de coté car estimés de
trop faible importance et demandant une complexité de calcul ne méritant pas 1’effort (Maeder & Meynet
2001).

2. Dans 'article original, le coefficient était de 4% etnon 14—5 comme il devrait I’€tre en moyennant le coefficient sur une isobare.
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Talon & Zahn (1997)

Talon & Zahn (1997, apres TZ97) ont ajouté I’effet du cisaillement horizontal Dy, qui, aligné sur I’iso-
bare tend a renforcer la stratification et diminue encore la possibilité de développer une instabilité :

r r 1 /du)\?
LI, V- mo\ N2 oo (S 14
<r+1> T+<ru+1> “<4<dz> G-19

avec I'y = vl/Dy,. Cette prescription a permis d’obtenir plusieurs résultats intéressants vis-a-vis des contraintes
observationnelles, a commencer par la reproduction de la partie chaude de la breche du Lithium par Talon &
Charbonnel (1998). Pour trois expression du criteére de Richardson, on obtient trois coefficients de diffusion

différents a appliquer une fois que le critere de Reynolds a été vérifié et apres avoir moyenné sur I’isobare ;
ceux-ci sont présentés dans la table 3.1.

TABLE 3.1 — Prescriptions pour la diffusion turbulente verticale.

Prescription v =4/5D,
4 p: 20
Zahn (1992) sRicKr <NLT W) :
(Z292) avec Ri, = 0.25
H K 91 o dinQ)2
Maeder (1997) fenergg_g [%Vy"r(vad_vrad)] 4(§ dlrrllr )
(M97) avec K = % T

dl

Talon & Zahn (1997) Rig (r@) ?
N2 /(Kp+Dy)+Nz /Dy \ 1
(TZ97) avec Ri, =1/6
Prat et al. (2016) Dy = X [a+ BRiPr + y(RiPr)?]

Prat et al. (2016)

Prat & Lignieres (2014) ont réalisé des simulations numériques tri-dimensionnelles dans le but de vé-
rifier numériquement la validité de ces expressions du coefficient v,. Ils ont déterminé en particulier que
la prescription donnée par Maeder (1997) surestime le transport vertical par la turbulence tandis que celle
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donnée par Zahn (1992) est plus proche des valeurs et du comportement obtenus dans la simulation. L’ex-
pression de Talon & Zahn (1997) n’a pu étre testée car elle dépend de la turbulence horizontale qui ne peut
pas étre simulée numériquement aujourd’hui en parallele de la turbulence verticale dans des conditions
stellaires.

Prat et al. (2016) ont alors déduit des simulations une expression du coefficient de diffusion vertical qui
se rapproche dans le cas a faible Richardson de I’expression donnée par Z92.

D, = % [+ BRiPr+ y(RiPr)*] | (3.15)
l

avec & =3,34-1072, 3 =1,88-10" et y= —2.86-103. On aura défini Ri = N?/S? le nombre de Richardson,
avec N la fréquence de Brunt-Viisild et S = rsin 9% le taux de cisaillement a une latitude 0 ; Pr =
Vi /K7 le nombre de Prandtl avec v, la viscosité moléculaire. Cette prescription a cela de particulier qu’elle
demande de vérifier a chaque point de I’isobare si le critere de Reynolds est vérifié ou non. Autrement dit,
de calculer sur quelle partie de I’isobare I'instabilité de cisaillement peut se déclencher. On remplace alors
le critere de Reynolds par un critere local sur 1’isobare vérifié lorsque Dy, est positif. On peut réécrire le
coefficient sous la forme plus explicite :

2 Vi

ym 3.16
rzsinzec(li—gr2 Kr (3-16)

KT 2 .2 dQ
D, =01 sin 0 <dr +BVnt+y

ol la latitude O apparait distinctement. On obtient ainsi un polyndme d’ordre 2 en sin’> @ dont 'une des
racines donne la limite sur chaque couche a laquelle I’instabilité se développe. Cette valeur critique est
donnée par

. —B++vB?—4AC
6. = arcsin A

(3.17)

avec

A=aX(15.0)

N2
B=Bv,
Nz 1
C=yW2o s

"Kr (r9,Q)?

Finalement, le coefficient de viscosité turbulente v, est donné par I’expression suivante lorsque I’on
prend en compte le facteur de la relation (3.11) et la moyenne sur I’isobare :

4 1 T—0, T—06, T—0,
W= s (A/ sin’ 9d9+B/ sin36d9+C/ sin9d9> (3.18)
5 [y sin’ 0d6 6 0 0

(&

Il est a noter que cette expression a été pour la premicre fois implémentée dans un code d’évolution
stellaire au cours de cette these. Cependant, de nombreuses singularités numériques apparaissent au cours
de I’évolution lors du calcul. Il n’a ainsi pas été possible de présenter des modeles incluant cette prescription
pour I'instant.

3.2.2 Turbulence de cisaillement horizontal

L anisotropie de la turbulence avec une composante horizontale tres forte est la clef du formalisme de
Zahn (1992). On parle alors de "shellular rotation" ou "rotation en coquille”". Cependant, c’est aussi son
plus grand point faible car cette turbulence horizontale est extrémement difficile & quantifier formellement.
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Zahn (1992)

Zahn (1992) a proposé une expression de la viscosité turbulente (V) basée sur des lois d’échelles en
utilisant les valeurs estimées dans la tachocline* ou les premigres inversions héliosismiques du profil de
rotation interne du soleil :

| 1 d(prfth) UpdinrQ
- Cyl3pr  dr 2 dlnr

Yz (3.19)

1
Vhz = 77’[2‘/2 — OCUz] s (3.20)
y Ch

avec le parametre Cj, de I’ordre de I'unité ou moins. Les grandeurs V; et U, sont respectivement les compo-
santes radiale et latitudinale de second ordre de la circulation méridienne telle que

~ dpP. 0
Wy = Us(r)Ps(cos 0)é, + Vz(r)Z(Cfgs)ég 3.21)
avec
1 1 d(priUs(r))
Wir)=z———"—" 3.22
2(1’) 2 pr dr ) ( )
le terme U, (r) sera quant a lui détaillé plus bas (Sect. 3.36). Enfin, on définit le taux de cisaillement o =
1 dinr?Q
2 dnlnr :
Maeder (2003)

Maeder (2003, apres M03) donne une expression de la diffusion horizontale basée sur des considé-
rations énergétiques en arguant a juste titre que le coefficient de diffusion doit dépendre de la rotation
différentielle le long de 1I’isobare (rapport Q(r)/Q(r)) et non pas du déséquilibre thermique simplement
engendré par la rotation. En effet, I’expression de Zahn (1992) montre une dépendance de la turbulence
horizontale aux composantes de la circulation méridienne V (r) et U(r) sans en avoir pour le taux de rota-
tion Q(r). Ainsi, en comparant I’exces d’énergie cinétique au sein d’une isobare et le taux de dissipation de
I’énergie par la (faible) rotation différentielle en latitude, on obtient un coefficient de viscosité turbulente
dans lequel on retrouve la dépendance au taux de rotation

Vi = Ar (rQ(r)Va[2vs — at])'? | (3.23)

avec le parametre A ~ 0,134, 0,0927 ou 0,0782 en supposant 1’instabilité dynamique efficace en respec-
tivement 1, 3 ou 5 révolutions. Le coefficient de viscosité turbulente v, obtenu par cette expression est
toujours plus important que celui donné par I’expression originale de Zahn, quelque soit le cas considéré.
Ceci permet en particulier de corriger un certain nombre de cas ou le coefficient de diffusion vertical était
comparable voire plus grand que le coefficient de diffusion horizontale, ce qui allait tout a fait a I’encontre
de I’hypothese "Shellular" (Maeder & Meynet 2001; Meynet & Maeder 2000).

3. Latachocline est la région qui joue le rdle d’interface entre la zone convective et la zone radiative du Soleil
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Mathis et al. (2004)

Mathis et al. (2004, apres MPZ04) donnent une troisiéme expression du coefficient de viscosité tur-
bulente en s’appuyant cette fois sur une prescription extraite d’une expérience en laboratoire associée a
I’instabilité de Couette-Taylor (Richard & Zahn 1999). Une fois I’expression moyennée sur I’isobare, on
obtient

1
Vi = 5Br|Q], (3:24)

avec B un paramétre de ’ordre de 1,5- 107> contraint par I’expérience et I’application au cas astrophysique
(Huré et al. 2001; Richard & Zahn 1999). Dans le cas stationnaire, on peut écrire

1Qr
D’ou finalement
B i 28)1/2 1/2
Vimpz = <10> (rQ) T r2va — als]] /7|, (3.26)

Pour la comparaison de ces expressions du coefficient de turbulence horizontale sur une étoile de 1,5M),
on peut se référer a Iarticle de MPZ04. Cette expression donne une viscosité turbulente horizontale plus
importante que M03 dans le cas des étoiles de faibles masses. Elle est cependant & nuancer en notant que
la prescription donnée par I’expérience en laboratoire est vérifiée dans le cas d’une rotation différentielle
extréme, or le cas stellaire qui nous intéresse ici ne respecte pas nécessairement cette condition. A noter
également que Marques & Goupil (2013) proposent un coefficient § =2-107>.

La viscosité turbulente horizontale n’a pas de limite supérieure et n’est pas limitée par la diffusivité
thermique. Il n’y a formellement pas de limite basse non plus, mais pour que I’ensemble du formalisme
soit valable, I’anisotropie de la turbulence doit étre respectée et on doit toujours avoir D, > D,,, avec D, le
coefficient de diffusion lié a la turbulence verticale décrit dans la partie suivante.

Mathis et al. (in prep)

Dans Mathis et al. (in prep), S. Mathis et V. Prat ont dérivé une nouvelle expression caractérisant non
pas la turbulence horizontale directement mais 1’anisotropie de la turbulence. Cela signifie que I’on a une
relation liant les coefficients de diffusion turbulente horizontale et verticale. Cette expression est dérivée de
la maniere suivante :

- On suppose une turbulence a grand nombre de Reynolds (régime hautement turbulent, généralement
justifié en intérieur stellaire) dans un milieu stratifié (ce qui est le cas d’une zone radiative stellaire).
On décrit alors la turbulence a I’aide de deux nombres de Froude sans dimension qui caractérisent la
capacité du fluide a déferler dans une direction :

u,| u,|

ou uy /uy et [/l représentent respectivement la vitesse du fluide et la longueur caractéristique de
déplacement dans les directions perpendiculaire et parallele a la stratification (i.e. dans les directions
horizontale et verticale ici).

- Brethouwer et al. (2007) et Davidson (2013) ont dérivé des lois d’échelles dans le cas a grand nombre
de Reynolds (typique du cas stellaire), confirmées par des simulations de Brethouwer et al. (2007),
telles que :

u l
Fry—1 A Er < (3.28)
u,| lJ_
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FIGURE 3.2 — Figure de MPZ04 avec les coefficient obtenus pour les trois prescriptions pour Dy, de Z92, M03 et
MPZ04.

- On obtient ainsi I’expression suivante pour le rapport des coefficients de diffusion turbulente

Dy ) )
Dy | ~F2 3.29
Dy uil, 7L (3.29)

- On montre ensuite que la zone radiative est en régime géostrophique. Celui-ci est habituellement
utilisé dans le cadre de la modélisation de I’atmosphere terrestre et des courants aériens qui y sont
présents. On se situe dans ce régime lorsque la force de Coriolis s’équilibre avec le gradient de
pression horizontal. Ce cas s’applique dans le cadre des étoiles dans la limite ou les fluctuations de
vitesse (de rotation) sur un isobare sont faibles, ce qui est I’hypothese originelle du formalisme de
Zahn. Le régime géostrophique se caractérise en particulier par la relation suivante :

20
=L (3.30)

Enfin, en combinant les équations 3.29 et 3.30, on peut écrire 1’expression finale :

D, v, 20\ *
AR (3.31)
Dy Vh N

ol € est un facteur de proportionnalité que les simulations de Brethouwer et al. (2007) indiquent de I’ordre
de 1. Pour chacune des expressions du coefficient v, données précédemment, on peut alors retrouver une
expression de v,,. Commengons par la moins complexe, 1’expression de Zahn (1992) permet de réécrire vy,
sous la forme :

3 2Q

Ri N\?
VhM1 = <‘;‘iKTS2 <> . (332)
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La dépendance au facteur N /2Q est trés présente en mécanique des fluides et exprime directement le rapport
des deux forces mises en présence : la force de Coriolis s’oppose ici a la stratification en densité. Il n’est
donc pas surprenant d’avoir une dépendance directe a ce facteur.

On peut s’attendre a ce que la valeur de v, diverge autour de 1’équateur, en effet, la force de Coriolis
est alors perpendiculaire au vecteur de gravité. Cependant, comme il a été montré par Dellar & Salmon
(2005), il est possible dans ces conditions de moyenner la contribution de la turbulence horizontale sur
toute I’isobare et de supprimer ainsi la divergence a I’équateur.

Un autre point sensible est li€ au rayon de Rossby, défini comme Lrosshy = Hpﬁ ou O représente la
latitude et Hp 1’échelle de hauteur de pression. Celui-ci représente 1’échelle a laquelle la force de Coriolis
devient comparable a la stratification verticale. Il détermine donc la distance maximale sur laquelle est va-
lide I’hypothese de suppression des inhomogénéités horizontales par la diffusion turbulente (Talon 2008).
Dans notre cas, cette dépendance au nombre de Rossby est donnée dans 1’expression du v,.

Lorsque I’on utilise I’expression plus complexe de Talon & Zahn (1997) qui dépend directement de la
turbulence horizontale, I’expression se simplifie pour donner :

2
ERi.S? — (29%) Kr
2
(2Q)? <1 - (%) > — €Ri.S?

Ainsi exprimé, le coefficient de diffusion turbulente horizontale donne des valeurs de 1’ordre de celle du
coefficient vy ; on perd alors I’hypotheése d’anisotropie de la turbulence. Les deux prescriptions sont diffici-
lement conciliables pour le moment.

VM2 = (3.33)

)

Il est a noter qu’a I’heure de I’écriture de la these, le travail sur ce formalisme, bien que prometteur, est
toujours en cours et demande encore a €tre raffiné avant d’étre utilisé dans des modeles d’évolution
stellaire.

3.2.3 Circulation méridienne

Le vent thermique est lié au déséquilibre thermique qui est généralement présent dans les étoiles en
rotation (von Zeipel 1924), et qui peut &tre compensé par une advection a grande échelle d’entropie S :

-

pTiEVS=V. (ﬁr) +pe, (3.34)

avec y = 4?,‘;53 = pCpKr.

i, la vitesse de ladite circulation d’Eddington-Sweet (ou circulation méridienne), est calculée grace a
I’équation ci-dessus. Cette circulation a grande échelle transporte également le moment cinétique et modifie
ainsi le profil de rotation interne a I’étoile. La réponse induite doit donc étre traitée afin de rendre compte
de tous les processus.

Suivant les travaux pionniers d’Endal & Sofia (1976), les premiers modeles ont d’abord été concus
en traitant I’advection de moment cinétique comme un processus purement diffusif. La plupart des codes
d’évolution incluant un transport rotationnel utilisent encore ce formalisme (e.g. Brott et al. 2011; Choi
et al. 2016; Pinsonneault et al. 1990). Une description plus élaborée a été développée par Zahn (1992)
qui, sous 1’hypotheése d’une rotation en coquille (i.e. Q = Q(r))) présentée ci-dessus, permet de simplifier
grandement ’évaluation de la réponse de la circulation au vent thermique. Dans cette configuration, les
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grandeurs dépendantes de la pression (voir 3.1) peuvent étre écrites sous la forme d’une valeur moyenne
Xp et d’une perturbation sur I’isobare Xp :

Xp = Xp + XpPs(cos 6) (3.35)

avec P,(cos 0) le polyndme de Legendre d’ordre 2. On peut alors déduire (voir Maeder & Zahn 1998) une
expression de la vitesse de la circulation méridienne. Mathis & Zahn (2004) ont étendu le formalisme de
Zahn (1992) a I’ordre 4 permettant de raffiner I’expression. La vitesse de circulation s’écrit alors comme
une fonction du rayon telle que :

LP 1
U — _ _ 3.36
2(r) MeiCppTg Vaa — Vi +$Vy lp + s+ - + | (3.36)

ou L,P,Cp,p,T et g ont leur significations usuelles, Meg la masse effective de 1’étoile (prenant en compte
I’effet de la force centrifuge), V4 et V, sont respectivement les gradients adiabatique et radiatif définis par
les équations (2.7) et (2.8). Les termes ug, ury, uy—¢ et uys sont les différentes composantes de la circulation
méridienne. ug est le terme 1ié a la baroclinicité (non-coincidence des isobares et isodensités), urj, le terme
lié a la partie thermique de la circulation, uy_g représente la partie due aux réactions nucléaires et la
production d’énergie générée par les ajustements structuraux et enfin uyg est lié a I’évolution temporelle de
I’étoile et aux processus non-stationnaires qui en découlent (Decressin et al. 2009; Mathis & Zahn 2004;
Zahn 1992). Les expressions de ces termes sont les suivantes :

up— 2 <1 L2 2Pmien, sw,) - ‘°’+£g> &%, (;) —2Pnpn, - 5w),  (33D)

3 2nGp 3 p Em p
_Pu (1 _2Hr Dy
=" <3armfz(r) ; (1 + KT) ‘P2> , (3.38)
£+ égrav
unG = — 5 (A(r) + (feer — fe8 +8) 2+ (feu — o9+ 0) ), (3.39)
M, ¥
Uys = focpTa—tz (3.40)
en posant
ot (r) = Hrd,Wa— (1 -8+ xr)¥2 — (¢ + Xu) Az (3.41)

avec Hr et Hp les échelles de hauteur de température et de pression (Hp = |dr/dInP| et Hy = |dr/dInT|), Kt

la diffusivité thermique, Dy, le coefficient de diffusion horizontale, f; = ﬁ avec € et &y les termes de
grav

production d’énergie nucléaire et gravothermale. &7 = (311“;) et xr = (gi%) ou y est la conduc-
" P " up

R . A _ dlne — alnx 1 ar1
tivité thermique, de méme &, = ( Sn #>T7P et Yy = ( I “)T,P' Les coefficients § et ¢ sont, eux, déri-

vés de I’équation d’état tels que 6 = — (gﬁ:‘;)lm et o = (gﬁ:ﬁ)PT. On note également &, = Lp/Mp et

pm = 3§(r)/4mrpG la production d’énergie et la densité moyennes sous une isobare.
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Enfin, les grandeurs

7"‘-, ~
W= Zeth, =2 (342)
r 4
sont les variations sur I’isobare de température et de poids moléculaire moyen, au second ordre. On retrouve
alors I’équation du vent thermique et la variable ® de Zahn (1992) et Maeder & Zahn (1998) telle que

%@z = %((p/\g —8¥,) = %r&,(flz) : (3.43)

3.2.4 Ondes internes de gravité

Les ondes internes de gravité sont générées a I’interface des zones convectives et se propagent dans la
zone radiative ou la stratification est suffisamment importante (Schatzman 1993). La relation de dispersion
est la suivante :

2 , K
0" =N"——— 3.44
m?+ k%’ (344)
avec o la fréquence de I’onde, k le nombre d’onde, N la fréquence de Brunt-Viiséld et m I’ordre azimuthal
de I'onde. On préte aux ondes de gravité la capacité a transporter du moment cinétique en affectant peu
la composition chimique. Ce transport dépend de la fréquence de I’onde ainsi que de ses trois nombres
caractéristiques : n, [ et m.

1. n : ordre radial de I’onde (le nombre de nceuds le long du rayon),
2. [ :le degré de I’onde (le nombre de nceuds le long d’un méridien),

3. m: ordre azimuthal de I’onde (Ile nombre de nceuds le long de I’équateur).

Excitation

Les ondes de gravité sont excitées par les zones convectives par deux processus :
- L’excitation par les contraintes visqueuses a I’interface zone convective/zone radiative.
- Dexcitation par la pénétration de panaches convectifs de la zone convective dans la zone radiative.

L’excitation par ce second processus reste difficilement quantifiable analytiquement & ce jour. Certains
travaux permettent de donner une proportionnalité de 1’excitation par les deux processus. Lecoanet & Qua-
taert (e.g. 2013) donnent ainsi un facteur multiplicatif variant entre 1 et 5 permettant de compenser pour
la génération des ondes par la pénétration des panaches convectifs. On a I’expression suivante pour le flux
d’énergie cinétique par unité de fréquence a I’interface d’une zone convective généré par la contrainte de
Reynolds sur la stratification :

@ P [feE)? 28\’ : v

avec & et [I(I+1)]'/2&, les déplacements radiaux et horizontaux normalisés au flux d’énergie au bord
de la zone convective considérée, v, la vitesse convective, L = a.Hp la taille des tourbillons turbulents
responsables du transport de I’énergie, 7, ~ L/v. le temps de retournement convectif caractéristique, Hp
I’échelle de hauteur de pression (P/pg) et hy, la taille maximale le long du rayon des tourbillons a un rayon
r avec une fréquence caractéristique supérieure ou égale 2 ® (he = Lmin([1, 2m1)%/?]).
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Le flux moyen de moment cinétique porté par une onde monochromatique d’ordre 1 et de fréquence @
suit la relation suivante :

2
Ty (.1, 0) = %’ﬂ%(z, ) (3.46)

avec m I’ordre azimuthal, on notera m > 0 pour une onde prograde et m < 0 pour une onde rétrograde (voir
Goldreich & Nicholson 1989; Zahn et al. 1997). Enfin, on définit la luminosité des ondes comme le flux de
moment généré a I’interface convective du cceur ou de I’enveloppe :

Ly im(re) = Amrt Ty, (3.47)

Amortissement

L’onde subit ensuite un amortissement radiatif au sein de la zone radiative. Cet amortissement dépend
de la fréquence locale de 1’onde o(r) = @ —m[Q(r) — Qzc| avec Qzc le taux de rotation de 1’enveloppe
convective et @ la fréquence de 1’onde dans le référentiel d’émission de 1’onde. L’ amortissement s’écrit
sous la forme d’une exponentielle décroissante telle que .2 (r) = £ + -2 avec £ la luminosité des
ondes émises par I’enveloppe convective et .2} ., celle des ondes du cceur convectif, on a

Z(r) = Z Lyim(re)exp[—t(r,0,0)]+ Z Lyim(re)exp[—1(r,0,0)], (3.48)

o,lm o,l.m

avec le taux d’amortissement local 7 :

(3.49)

NNE (N2 O\ Par
’L'(r,G,l): [l(l+1)}3/2/r\ (KT"‘VV)TJ (M) r73,

dans lequel on retrouve la dépendance a la diffusivité thermique K7 et la viscosité turbulente verticale v,,.

Globalement, le flux de moment cinétique transporté dans la zone radiative par les ondes internes de
gravité est dominé par les ondes de basses fréquences et de bas degrés. L’expression de 1’amortissement
montre que ces ondes se propagent plus profondément dans I’étoile (faibles /) et que les composantes
progrades et rétrogrades sont suffisamment différentes pour que le flux net de moment cinétique soit le plus
important (¢ < N). On notera également que les ondes rétrogrades de bas degrés dominent naturellement
le flux de moment cinétique, et transportent un flux de moment cinétique négatif dans les régions plus
profondes de 1’étoile. A I’inverse, les ondes de hauts degrés  sont dissipées trés proches de 1’enveloppe
convective.

Ce formalisme a été implémenté dans STAREVOL au cours d’une série d’article de Pantillon et al.
(2007); Talon & Charbonnel (2003, 2004b, 2005, 2008)

3.2.5 Instabilité magnéto-hydrodynamique de Tayler-Spruit
Dynamo de Tayler-Spruit

L’intérieur stellaire étant fortement ionisé, on s’attend a ce que les mouvements de particules char-
gées génerent des courants électriques et des champs magnétiques. Cependant, bien que dans les zones
convectives il est communément admis que les mouvements a grandes échelles entrainent la mise en place
d’une dynamo permettant I’existence d’un champ a grande échelle, il est moins évident qu’un effet dynamo
similaire puisse exister également dans la zone radiative.

Spruit (2002) a cependant proposé I’idée qu’une instabilité magnéto-hydrodynamique (MHD) pourrait
se développer localement du fait d’une rotation différentielle en milieu stratifié et de la présence d’un
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champ toroidal dans la zone radiative (Tayler 1973). Cette instabilité serait alors susceptible de transporter
bien plus efficacement le moment cinétique que ne peuvent le faire les instabilités hydrodynamiques dites
classiques.

Maeder & Meynet ont implémenté ce formalisme dans le code d’évolution stellaire de Geneve et ont
publié une série de quatre articles * développant les effets de cette dynamo. En particulier, Maeder & Meynet
(2004) montrent que les modeles d’étoiles calculés avec la dynamo dite de Tayler-Spruit ont des propriétés
plus similaires a des €toiles sans rotation qu’a des étoiles en rotation. Le transport d’éléments chimiques
est, par exemple, fortement réduit du fait de la tres faible rotation différentielle.

D’apres Maeder & Meynet (2004) le formalisme est le suivant :

On considere dans un premier temps la densité d’énergie up du champ magnétique d’intensité B dans un
milieu stratifié stable :

B 1 5, ,
Up=—=—-prw 3.50
B~ 8n 2p A (330
avec la fréquence d’ Alfvén en géométrie sphérique a)% = Mpr. Dans ce milieu, la rotation entraine toutefois

des mouvements oscillatoires (d’amplitude //2) autour d’une position d’équilibre avec une fréquence égale
a N (la fréquence de Brunt-Viisild) qui donnent une densité moyenne d’énergie cinétique

uy = fypl>N?, (3.51)

avec le facteur géométrique fy ~ 1. Si le champ magnétique produit une instabilité avec une composante
verticale, on doit avoir up > uy. Autrement, la force de rappel liée a la gravité qui agit sur une échelle
de temps dynamique s’opposerait immédiatement a I’instabilité magnétique. De cette inégalité, on obtient
I’expression suivante :

1 ,w?
P<—rA 3.52
RETN (3.52)
En posant fy = 1/2, on a la condition pour I’amplitude verticale de I’instabilité :
()
I <r— 3.53
' (3.53)

avec r le rayon de I’étoile. Ceci signifie qu’il y a une taille maximale pour la longueur verticale [ de
I’instabilité magnétique. De maniére a ne pas étre trop rapidement réduite par la diffusion magnétique, la
longueur verticale de I’instabilité doit satisfaire le critere suivant :

Q
lz>1:n2, (3.54)
Op (J)A
ou Q est le taux de rotation et op le taux de croissance caractéristique du champ magnétique. Dans une
étoile en rotation, ce taux de croissance est donné par op = (@3/Q) a cause de la force de Coriolis. On
obtient une expression de stabilité marginale en combinant les équations 3.54 et 3.53 :

on )4 N> n
— ) === 3.55
( Q Q2 r2Q (3.55)
En posant ensuite 1’égalité du temps d’amplification de I’instabilité de Tayler 7, = N /(w4 Qq) avec I'inverse
de la fréquence caractéristique du champ magnétique op, on arrive a I’équation (Spruit 2002) :

(O Q lnQ
— =g—avecqg=— .
o In 9 dlnr

4. Eggenberger et al. (2005); Maeder & Meynet (2003, 2004, 2005)

(3.56)
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En exprimant N? i partir de I’équation 3.57 et en reportant 1’expression ainsi obtenue dans I’équation 3.56,
on peut écrire la diffusivité magnétique

n= r;? (%)6 (3.57)

Les équations 3.55 et 3.56 forment un systéme d’équations couplées liant les deux grandeurs inconnues
w4 et 1. On pourrait également considérer le systeme d’équations formé par les équations 3.56 et 3.57. For-
mellement, si 1I’on prend en compte 1’expression complete du gradient thermique V, le systeme d’équations
serait alors de degré 10 en x = (%)2 (Maeder & Meynet 2004). La tres faible valeur du rapport /Ky < 1
nous permet de ramener ce systeéme d’équation a un degré 4 :

2 203
o, s o a4 TQ
7K (N7 +Ng)x* = %

X +2Nx —20°q" = 0. (3.58)

La solution a cette équation, qui est facilement obtenue numériquement, nous fournit la fréquence d’ Alfvén
et, grace a I’équation 3.57, la diffusivité magnétique.

La composante azimuthale du champ magnétique est bien plus forte que la composante radiale dans le
cas de la dynamo de Tayler-Spruit. On a ainsi pour ces composantes :

By = ran+/47p (3.59)
B, = By(l,/r) (3.60)

ol wy est la solution de I’équation générale 3.58 et [, est donné par 1’équation 3.53.
Si I’on regarde maintenant le transport de moment cinétique par le champ magnétique, on écrit d’abord
la contrainte azimuthale par unité de volume liée au champ magnétique :

1 1 (L ., , (@}
=—BBy=—|— | By = -4 .61
S= gnBrBo 4n<r>"’ PrAn ) (3-61)
puis la viscosité v pour le transport vertical de moment cinétique qu’on écrit en terme de S (Spruit 2002) :
S Qr? rwx\3 (@
Vp=—= — Vp=—| = — . 3.62
"7 paQ Ty ( Q > (N > 562

C’est I’expression générale de v avec w4 donnée par la solution de 1’équation 3.58. Nous avons main-
tenant le jeu d’équations complet nécessaire pour obtenir la fréquence d’ Alfvén wj, et la diffusivité magné-
tique 1. Rappelons que 1 exprime aussi le transport vertical d’especes chimiques, tandis que la viscosité
vp détermine le transport vertical de moment cinétique par le champ magnétique.

D’autres travaux avec I'implémentation d’un champ magnétique dans un modele d’évolution stellaire
existent et prennent en compte les effets d’un champ axisymétrique sur la structure stellaire. Cependant, ces
travaux ne déterminent pas les effets du champ magnétique sur le transport de moment cinétique (Feiden &
Chaboyer 2012). Feiden & Chaboyer (2012) ont étudié I’impact d’un champ magnétique global appliqué a
une étoile. Ils ont en particulier regardé I’effet de la pression magnétique sur les équations de la structure
stellaire ainsi que I’effet du champ magnétique sur la longueur de mélange a utiliser dans le cas de la MLT.
Cependant, ils n’ont a aucun moment étudié le transport de moment cinétique associé.
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3.2.6 Transport de moment cinétique

Si les seuls processus de transport du moment cinétique que I’on considere sont la circulation méri-
dienne et la turbulence de cisaillement verticale, la distribution de moment cinétique dans 1’étoile obéit
alors a I’équation d’advection-diffusion suivante :

dir’Q) 1 9, 4=~ 10 4 0Q
P—a = ﬁg(pr QUz(r))—i—r—zE (pvvr 8;’) . (3.63)
Avec
T -3
Q(r) _ fO Q(r,@)sm d@ (364)

JJ sin®d6

tel que Q(r,0) = Q(r) +Q(r, 8) sous I’hypothése essentielle que |Q| < Q

La partie gauche de I’équation (3.63) prend en compte les changements structurels au cours de 1’évo-
lution, la contraction ou I’expansion de 1’étoile. A droite, on peut noter que le premier terme correspond 2
un processus advectif par la circulation de vitesse U,, tandis que le deuxiéme correspond a un processus
diffusif lié a la turbulence de cisaillement et décrit le transport vertical associé.

Si I’on néglige I’évolution structurelle de 1’étoile, cette équation admet une solution stationnaire dans
laquelle I’advection est contrebalancée par la diffusion turbulente. On obtient alors une étoile ayant un
cceur en rotation 20% plus rapide que sa surface (Talon et al. 1997; Urpin et al. 1996). Si 1’étoile n’est
pas chimiquement homogene, la circulation méridienne transforme la stratification verticale en variations
horizontales de poids moléculaire moyen qui contribuent alors au flux de chaleur via I’équation d’état. Le
nouvel équilibre requiert alors une augmentation de la rotation différentielle (comparé au cas homogene)
de maniere a2 maintenir une solution asymptotique (voir e.g. Palacios et al. 2003; Talon et al. 1997).

Dans un second temps, si I’on rajoute le transport par I'instabilitt MHD de Tayler-Spruit et par les
ondes de gravité, on ajoute un coefficient de diffusion li€ a la dynamo de Tayler-Spruit vz et un terme
supplémentaire pour la luminosité des ondes .Z;(r) :

dir’Q) 1 9, ,- 10 4 0Q 3190

Le signe devant la luminosité des ondes correspond au sens de propagation des ondes. Le facteur 2 com-
pense I’excitation des ondes par la pénétration de plumes convectives. Enfin le facteur 3 /87 correspond a
la moyenne géométrique appliquée au flux des ondes ; celui-ci devra étre modifié de maniere a prendre en
compte le piégeage équatorial des ondes internes lorsque la force de Coriolis sera prise en compte dans le
calcul des ondes.

3.2.7 Transport d’éléments chimiques

En ce qui concerne les éléments chimiques, les effets combinés de la circulation méridienne et de la tur-
bulence horizontale géneérent un transport vertical d’éléments chimiques (voir e.g. Chaboyer & Zahn 1992;
Charbonneau 1992). C’est le cas lorsque la turbulence horizontale réduit en permanence les inhomogénéités
chimiques horizontales, entravant ainsi I’advection. L’ équation d’advection, avec les diffusions horizontale
et verticale, peut ainsi étre remplacée par une équation d’évolution des éléments chimiques purement dif-
fusive, avec un transport dii a la turbulence verticale D, et une diffusivité effective dépendante du transport
turbulent horizontal D, et de la vitesse d’advection u :

dCi . 10
= p¢i+

1o 8c,-
r2 dr [

(Degr+D,) =1 |, (3.66)

10
2 . - Y2
g PleC,} + r2 dr rP ar

pdt
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pour une espece chimique i de concentration molaire ¢;. La diffusivité effective peut s’écrire Degr = %

(Chaboyer & Zahn 1992) ; ¢; est le taux de production/destruction de 1’espece i par les réactions nucléaires
et V;,, est la vitesse de diffusion atomique obtenu ici grace a Paquette et al. (1986). Le coefficient C, est tel
que Cj, = LGN

Dy,

Mentionnons également, comme limitation au modele actuel, I’incertitude majeure faite sur le coeffi-
cient de diffusion horizontal D;,. Sa magnitude elle-méme reste incertaine, mais plus encore, il ne prend pas
en compte le rayon de Rossby. C’est 1’échelle a laquelle 1’accélération de Coriolis devient comparable a la
stratification verticale et qui, dans 1’atmosphere terrestre limite fortement I’homogénéisation horizontale.
Avec des valeurs de N et Hp typiques des intérieurs stellaires, il est de 1’ordre Lgoggpy = (SOR) /(Vyur s sin(0))
avec Vi, r en km.s~!. Cette limite est donc a prendre en compte pour des étoiles de type solaire avec des

vitesses de rotation de surface supérieures & 100 km.s~! environ.

3.3 Vents stellaires et perte de moment cinétique

Les étoiles possédant une enveloppe convective génerent un champ magnétique a grande échelle sus-
ceptible d’interagir avec le vent stellaire de 1’étoile. Comme décrit dans 1’introduction et amené par Parker
(1958) et Schatzman (1962), le champ magnétique est alors gelé dans le vent stellaire et entraine une défor-
mation des lignes de champ lorsque le vent s’éloigne de I’étoile. Cette déformation des lignes de champ par
le vent stellaire génere un couple a la surface de 1’étoile et une perte nette de moment cinétique pour 1’étoile
s’opere des lors que la matiere s’échappe de son rayon d’action. Celui-ci est définie comme le rayon d’ Alf-
vén : la limite d’influence magnétique de I’étoile. Cette perte de moment cinétique par les vents dépend
de plusieurs parametres, parmi lesquels la perte de masse de 1’étoile, la vitesse de rotation de I’étoile et le
rayon d’Alfvén, qui dépend lui-mé&me de I'intensité du champ magnétique, de la perte de masse elle-méme,
de la masse de 1’étoile, de la vitesse du vent, etc...

Le freinage par les vents vient s’ajouter a I’équation de transport interne de moment cinétique comme
une condition a la limite externe de la zone de transport du moment cinétique. On consideére donc que
le moment cinétique est extrait de I’ensemble de la zone convective, celle-ci étant en rotation solide. Cette
hypothese est justifiée en considérant les échelles de temps de transport. La convection transporte le moment
cinétique a 1’échelle dynamique de la rotation stellaire tandis que le freinage érode le réservoir de moment
cinétique de I’étoile sur des échelles de temps typiques de I’évolution. On a donc la condition de surface
pour I’équation du moment cinétique (Eq. 3.63) :

R !
gt [Q / r4pdr] = —<r*pQUs + o, (3.67)

avec r, le rayon a la base de la zone convective et .%¢ le couple exercé par les vents stellaires sur 1’étoile.
On voit donc directement la répercussion que peut avoir le freinage sur la circulation méridienne qui est
ainsi chargée a elle seule de compenser sous I’enveloppe convective les pertes de moment.

Au début de cette these, étaient implémentées dans le code STAREVOL les lois de perte de moment
cinétique les plus usitées encore aujourd’hui, a savoir ’expression de Skumanich (1972) qui contraint
directement la vitesse de rotation de surface et I’expression de Kawaler (1988) en prenant en plus en compte
la saturation du champ magnétique lorsque la rotation de 1’étoile dépasse une certaine valeur (Chaboyer
et al. 1995).

3.3.1 Skumanich (1972)

Skumanich (1972) donne une loi empirique pour la vitesse angulaire de surface, la perte de moment
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cinétique en est alors une conséquence :
Q5 = Qipie x 1712 (3.68)

Cette loi n’est valable qu’en partant d’une vitesse maximale, supposée atteinte a la fin de la PMS. Elle
représente tres bien dans le cas solaire le ralentissement qui s’ opere a partir de I’age des Hyades typiquement
(t >5-108 ans).

3.3.2 Kawaler (1988)

Kawaler (1988) donne une expression caractérisant la quantité de moment cinétique qui est perdue au
cours du temps en simplifiant I’expression de Weber & Davis (1967). Chaboyer et al. (1995) ont proposé
de rajouter une saturation lorsque le taux de rotation dépasse une certaine valeur Qgy;.

2-n . 4_ -n/3
ﬂ B Ky (RA) M14] 2n/3 (%) QS'Q‘gat Dans le cas saturé (3.69)

Mo

2—n . 4 -n/3
dr Kw (RA) M141 2n/3 (M) ngénﬂ Dans le cas insaturé

Dans la littérature, I’'index n caractéristique de la configuration magnétique est presque toujours fixé
a 3/2 de maniere a reproduire les observations données entre autres par Skumanich (1972) (voir Kawaler
1988; Palacios et al. 2003). La constante Ky est a calibrer sur les observations, R, R, M et M sont
respectivement le rayon de I’étoile, le rayon solaire, la masse de I’étoile et la masse solaire. Qg représente
le taux de rotation de surface de I’étoile tandis que M4 = M x 10~'* avec M la perte de masse par les vents
stellaires en unités de masse solaire par an.

3.3.3 Matt et al. (2012)

L’expression donnée par Matt et al. (2012) est plus complexe et nécessite d’étre couplée a une prescrip-
tion donnant une valeur moyenne du champ magnétique et un taux de perte de masse cohérent. Cependant
elle a le grand mérite d’intégrer la saturation dans une seule expression et de prendre en compte la structure
de I’étoile pour le calcul de la perte de moment cinétique, ce qui permet de conserver une unique expression
a différentes masses ou métallicités. Matt et al. (2012) proposent trois expressions équivalentes :

y _ I(l2 p4m q 172mR5m+2 Q
= B My, 5 - (3.70)
dr (2G)m M™ (K2+0.5f?)
dJ K12 pdm y oyl —2m p4 - S
= L gAmpgl=2mpdm+l 1-2m 371
dr V2 W ¢ (K3 +0.52)" 670
dJ 2 pdmayrl—2 4m—+2 Q
— = K{B"My, "R 3.72
e ! v (K3v2, +Q2R2)" G.72)

avec R le rayon de I’étoile, K, K> des constantes a calibrer pour reproduire les observations (i.e. les vitesses
de rotation en fonction de la masse M et de I’age). L’ exposant m est déterminé par la géométrie du champ

magnétique et les profils d’accélération du vent (Réville et al. 2015), f = %Q\/g est la fraction de la
vitesse de rotation critique, G étant la constante de gravitation. veg est la vitesse d’échappement a la surface
de I’étoile et B est le champ magnétique moyen a la surface de I’étoile. Enfin, My représente la perte
de masse par les vents stellaires. Nous sélectionnerons ici I’expression (3.70). Il reste donc a déterminer

I’intensité moyenne du champ magnétique.
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Nous supposerons ici que le champ magnétique est généré par les mouvements convectifs a grande
échelle agissant comme une dynamo stellaire (e.g. Donati 2011). Il est alors dépendant directement du taux
de rotation de I’étoile et on peut écrire :

B.f. o< Qb (3.73)

ou B, est I'intensité du champ magnétique moyen de I’étoile, f, le facteur de remplissage (i.e. la fraction
de la surface stellaire magnétisée, voir Reiners & Mohanty (2012)) et b un exposant donnant 1’efficacité
de la dynamo stellaire a produire un champ magnétique. Les mesures du champ magnétique des étoiles de
type solaire, auxquelles cette these est dédiée, semblent indiquer que le champ magnétique est a I’équilibre
thermique photosphérique et donc que I’intensité du champ peut étre approximée par celle du champ a
I’équipartition B,, (Cranmer & Saar 2011, fig. 5).

B, ~ 1.13B,, (3.74)

Cranmer & Saar (2011) ont montré que dans cette configuration, ce rapport ne dépend que tres peu de la
vitesse de rotation. On utilisera alors leur prescription qui donne une perte de masse dépendante de 1’activité
magnétique de I’étoile et donne directement une valeur pour le champ magnétique d’équipartition :

87p.ksT,
Buy = \/87P, = | | PlB el (3.75)
umg

avec P, la pression du gaz photosphérique, p.. la densité a la photosphere, my la masse de 1’atome d’hydro-
gene, kg la constante de Boltzmann.

Le facteur de remplissage est pour sa part plus compliqué a déterminer et semble dépendre plus for-
tement de la vitesse de rotation et en particulier du nombre de Rossby 1ié a 1’étoile. En régime stellaire,
celui-ci est défini comme le rapport entre la période de rotation et le temps de retournement convectif
(Landin et al. 2010). Cranmer & Saar (2011) donnent la dépendance suivante :

A
= 3.76
P e o
avec A, B, a et 3 des valeurs obtenues par ajustement de données et x le nombre de Rossby normalisé a celui
du Soleil x = Ro/Ro,. Gallet & Bouvier (2013) donnent une expression de f, a coupler avec I’expression
du couple proposé par Matt et al. (2012) dans le cadre de leur modele "bi-zone" :

0.55
[1+ (x/0.16)23]122

f.= (3.77)
Gallet & Bouvier (2013) ont utilisé les modeles de Baraffe et al. (1998) pour déterminer cette expression de

[«. Pour étre tout a fait cohérent, j’ai recalibré 1’expression pour obtenir une perte de masse solaire a I’age
du Soleil avec STAREVOL. J’ai obtenu :

04
[+ (x/0.16)23]122

fo= (3.78)

Voir Amard et al. (2016) en annexe du chapitre 4 pour plus de détails.

3.3.4 Matt et al. (2015)

La derniere expression que nous présentons ici vise a se passer de calculer le champ magnétique ou la
perte de masse pour déterminer la quantité de moment cinétique perdue par les vents magnétisés. Pour ce
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faire, Matt et al. (2015) ont proposé de donner a ces deux grandeurs une dépendance au nombre de Rossby
en les exprimant sous la forme :

5\ 4m . 1-2m
B My Ro.\* , Roc,
— =2 —— ,dansle cas insaturé :—— < 3.79
(B@> (M@> (Ro) Ro =¥ G
— 4m . 1-2m
B M Rog
— - = 9y ,pour le cas saturé :& > (3.80)
B@ M@ Ro
Pour une valeur de saturation variant avec le temps de retournement convectif 7.,
_ Roo _ QT (3.81)

Rogy Qo Tem

Le facteur 2 contient la dépendance de ces deux variables aux parametres stellaires (masse, rayon). On
peut ensuite exprimer le couple proprement dit dans les cas ot le champ magnétique est saturé ou non :

4 %<rcz)”(

— Tczo

dt ToxP? (%)

Q,
Qo

ROQ

p+1 . 7
) Dans le cas insaturé, %

Dans le cas saturé

Rog
) Ro,

0. = X

<X

(3.82)

avece

(3.83)

R 3.1 M 0.5 .
a=x(z) (i) 7

ol le facteur y = \/1+(f/0,072)? vient de I’équation (8) de Matt et al. (2012). L’exposant p utilisé
comprend la dépendance de cette activité combinée (champ magnétique et perte de masse) au nombre de
Rossby. On peut noter que le prendre égal a deux nous fait retomber, dans le cas non saturé a structure
stellaire fixée, sur une dépendance dJ/dt o Q telle celle obtenue par Skumanich (1972). Cependant, le fait
d’utiliser des modeles d’évolution rotationnelle découplant de maniere cohérente la partie convective de la
partie radiative peut amener a obtenir des valeurs différentes de 2 (voir entre autre Amard et al. 2016; Gallet
& Bouvier 2015).
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Chapitre 4

L’exemple d’une étoile de 1,201, a
métallicité solaire
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Dans cette partie, je quantifie I'impact des différents mécanismes décrits dans le chapitre précédent
sur I’évolution de la rotation interne et de surface d’une étoile de 1,2 M, a métallicité solaire. Une telle
étoile possede une enveloppe convective suffisante (voir figure 4.1) pour permettre la génération d’un di-
pdle magnétique agissant a grande échelle et donc le ralentissement du taux de rotation de surface sur la
séquence principale. Elle a par ailleurs une partie radiative conséquente au sein de laquelle peut se dévelop-
per un transport de moment cinétique efficace. On comparera ce modele aux observations existantes, aux
différentes phases de 1’évolution.

1 Lors de la pré-séquence principale on comparera le modele aux observations de période de rotation
de surface dans des amas ouverts jeunes.

2 Lors de la séquence principale, on pourra se référer aux mémes observations de périodes de rotation
dans les amas ouverts mais également au profil de rotation interne du soleil déduit de 1I’héliosismolo-
gie en calculant un modele d’1,0 M., et en considérant que les mémes processus de transport sont a
I’ceuvre dans une étoile de 1,2 M.

3 Lors des phases plus avancées de I’évolution, on utilisera les données astérosismiques recueillies par
les satellites CoRoT et Kepler pour contraindre la rotation du cceur de nos étoiles.

Diagramme de Kippenhahn d’une étoile de 1,2M,
25 \\\\\H‘ \\\\\H‘ \\\\\H‘ T

ol v vl AT e e e e e o
107 108 109
Age (ans)

N
o
o

FIGURE 4.1 — Evolution de la structure d’une étoile de 1,2M.,. Les zones hachurées représentent les zones convec-
tives, le tracé supérieur indique le rayon de surface de 1’étoile. En vert est indiquée la limite de la zone de combustion
de I’hydrogene et en bleu la limite de combustion de I’hélium

Le modele de 1,2 M., analysé ici est calculé avec le code STAREVOL en utilisant la calibration solaire
présentée au chapitre précédent. Celle-ci est basée sur les abondances solaires de référence de Asplund
et al. (2009). Ainsi j’ai adopté les valeurs suivantes pour la métallicité et la fraction masse d’hélium initiales
Z =0,014416 et Y = 0,2733. Le parametre de longueur de mélange o, vaut 2, 1954 du fait de la prise en
compte d’un traitement réaliste de 1’atmosphere grace aux modeles PHOENIX (Voir chapitre 2).

La rotation et ses effets sur la structure sont pris en compte tout au long de 1’évolution dans nos modeles.
On démarre dans chaque calcul évolutif avec une période de rotation initiale de 4.5 jours (2.55uHz). La
durée de la phase de couplage avec le disque proto-planétaire est fixée a 5 millions d’années pendant
lesquelles la surface de I’étoile est contrainte de tourner au méme taux de rotation constant. Cette durée
de vie de disque et cette période initiale, comme on 1’a vu dans I’introduction, ne sont basées que sur
des considérations observationnelles (de maniere a reproduire au mieux la distribution de période initiale
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dans les amas ouverts). Dans le cas présent, c’est un rotateur médian que 1’on reproduit. Dés que la zone
radiative se développe, on laisse évoluer le transport de moment cinétique selon I’équation Eq.3.65. Seul le
modele avec ondes nécessite un procédé particulier. On suppose dans ce cas une rotation solide dans la zone
radiative jusqu’a la fin de la phase de disque avant de relacher la contrainte sur I'intérieur et a la surface en
méme temps.

Le transport de moment cinétique dans la zone radiative obéit dans un premier temps a 1’équation
3.63 lorsque I’on ne teste que les processus hydrodynamiques. Dans un deuxieéme temps, on ajoute le
transport par les ondes internes de gravité, on utilise alors I’équation 3.65 en fixant vz = 0. Dans les deux
cas, I’extraction de moment cinétique est prise en compte a partir du moment ou I’étoile se sépare de son
disque, a 5 millions d’années. On utilise le formalisme donné par Matt et al. (2015) (soit I’équation 3.82 de
cette these) en fixant les parametres suivants ! :

— Le nombre de Rossby de saturation y = 14,

L’exposant liant la rotation et I’activité p = 2.6,

L’exposant 1ié a la géométrie du champ magnétique m = 0.22 (proche d’un dipdle) et

La constante a calibrer sur le Soleil K = 2.5-10%,

Tous les modeles qui sont présentés ici sont calculés sans diffusion atomique, car le code ne permet
pas de traiter les effets de diffusion radiative qui peuvent contrebalancer les autres effets dans le cas d’une
étoile de 1,2M, sur la séquence principale.

Analysons dans un premier temps les modeles en rotation en ne prenant en compte que le transport de
moment cinétique par les processus hydrodynamiques. Comme il I’a été décrit dans les sections 3.2.2 et
3.2.1, il existe de nombreuses prescriptions pour décrire le transport dans la zone radiative par les coeffi-
cients turbulents. Ces prescriptions ont été testées par Meynet et al. (2013) dans le cadre du calcul d’étoiles
massives, mais avant cette année ceci n’avait jamais été fait pour des étoiles de faibles masses.

Dans Amard et al. (2016), nous nous sommes attelés a cette tiche, en particulier dans le but d’étudier
la phase de recouplage attendue en premiere partie de séquence principale, lors de la phase de freinage.

Dans un deuxi¢me temps, on regardera le transport de moment cinétique généré par les ondes internes
de gravité et son impact sur le profil de rotation. Nous avions étudié ceci au début de la theése sans inclure
de freinage (Charbonnel et al. 2013) sur des étoiles de masses variant de 0,6 a 2,0 masses solaires. Les
modeles présentés ici comprennent le transport par les deux types d’ondes, progrades et rétrogrades (m > 0
et m < 0) mais seule I’excitation d’ondes internes a la base de 1’enveloppe est calculée, les ondes générées
a I'interface du cceur convectif sont négligées (On montre dans Charbonnel et al. (2013) que pour cette
gamme de masse, 1’effet des ondes internes de gravité émises par le coeur convectif est tres faible).

Enfin, nous verrons les travaux sur le champ magnétique d’autres auteurs, dans un but de comparaison.
Le but de ce chapitre étant de discuter qualitativement et quantitativement I’impact des différents types de
transport du moment sur le profil de rotation, bien qu’il n’ait pas été étudié directement comme un moyen
de transport du moment cinétique dans la zone radiative, ce serait une faute de ne pas parler du champ
magnétique. Je présenterai donc I’état de ’art actuel en ce qui concerne les modeles incluant un transport
par le champ magnétique. On numérotera les modeles de 1 a 3 suivant la table 4.1.

1. utilisés a nouveau pour le modele d’une masse solaire
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TABLE 4.1 — Table des modeles de 1,2M,

Modele | ondes internes | Prescriptions pour :
(numéro) de gravité Dy, D,

1 NON 792 TZ97

2 NON MPZ 792

3 OUulI 792 TZ97

Evolution des périodes de rotation au ceeur et i la surface- Evolution de la quantité de moment

cinétique

P, (jours)

107

i "
108 107 108
temps (ans)

iow 108

108
temps (ans)

il
— Modele 1

— Modele 2
— Modele 3

10°

1010

FIGURE 4.2 — A gauche : Evolution de la rotation de surface (ligne continue) et de la partie radiative (période de
rotation d’un corps solide de méme quantité de moment cinétique — tiret) pour les modeles 1 a 3 décrits dans la
table 4.1. On montre les mesures de période de rotation des étoiles appartenant a des amas ouverts extraites de
Bouvier et al. (2014) dont la masse a été déterminée comprise entre 1,1 et 1,3 M. A droite : Evolution de la quantité
de moment cinétique totale (intégrée sur I’ensemble de la structure) de nos 3 modeles en fonction du temps. La partie
hachurée indique la période de couplage avec le disque proto-planétaire, pendant laquelle on suppose une vitesse
angulaire de surface constante. La ligne verticale a + = 34Ma indique la fin de la pré-séquence principale.
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4.1 Pré-séquence principale

4.1.1 Evolution de la structure

La pré-séquence principale est une phase dominée par la contraction de 1’étoile et donc par des ajuste-
ments structuraux intervenant sur des échelles de temps bien plus courtes que la séquence principale (pour
une étoile de 1,2M, a Zo, STAREVOL indique que la PMS dure 35Ma et la séquence principale 5,5Ga).
Le transport interne de moment cinétique n’a alors que peu d’impact, que ce soit sur la vitesse de surface ou
le profil de rotation. La grande majorité des modeles d’évolution prenant en compte les effets de la rotation
et publiés dans la littérature ne prennent pas en compte la perte de moment cinétique pendant cette phase
(Charbonnel et al. 2013; Choi et al. 2016; Eggenberger et al. 2012). En réalité, comme on peut 1’observer
sur la figure 4.2, 'importante enveloppe convective et la vitesse de rotation maximale rendent la perte de
moment cinétique non négligeable durant cette phase, malgré sa tres courte durée. Cet effet est d’autant
plus important que la masse de I’étoile est faible, par exemple, une étoile de 0,8 M perd environ 40% de
son moment cinétique par les vents lors de la PMS avec les prescriptions qui sont utilisées ici alors que
notre modele de 1,2M, perd seulement entre 15 et 20% par les vents stellaires. La perte de moment due
au couplage avec le disque est largement plus importante (voir partie hachurée sur la figure de droite sur
Fig. 4.2) mais concerne essentiellement une période pendant laquelle la modélisation du moment cinétique
est extrémement simplifiée 2, on ne détaillera donc pas cette phase qui sort du cadre de 1’évolution stel-
laire. Une description précise de 1’évolution du moment cinétique lors cette phase demanderait a prendre
en compte rigoureusement 1’accrétion et la perte de moment cinétique par les jets (Voir e.g. Matt & Pudritz
2008), ce qui sort du cadre de cette étude.

4.1.2 Transport par les instabilités hydrodynamiques

Profils de rotation - Instabilités hydrodynamiques : Pré-séquence principale
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FIGURE 4.3 — Profil de rotation en fonction du rayon normalisé a 5 ages au cours de la pré-séquence principale.
Gauche : D,=792, D,=TZ97 ; Droite : D,=MPZ04, D, =792

On présente ici I’influence de différentes descriptions des instabilités hydrodynamiques sur le transport
de moment cinétique dans la zone radiative de I’étoile.

2. Rotation solide tant que 1’étoile est completement convective et taux de rotation de surface fixé par la vitesse keplérienne du
disque
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FIGURE 4.4 — Flux radial de moment cinétique total (noir) en fonction du rayon normalisé. On distingue le flux
porté par la circulation méridienne (rouge, confondu en bas avec la somme des composantes) de celui porté par la
turbulence de cisaillement (bleu). Haut : D,=792, D,=TZ97 ; Bas : D,=MPZ04, D, =792

La figure 4.4 montre I’évolution du flux de moment cinétique au cours de la pré-séquence principale
pour deux modeles (1-2) calculés avec deux jeux de prescriptions différents pour Dy, et D,.. Dans tous les
cas, le transport est dominé par la circulation méridienne (en rouge) face a la turbulence de cisaillement.
Naturellement, le flux de moment cinétique augmente avec le rayon et est plus important a I’interface avec
les zones convectives. Le modele 1 montre des inversions du sens de la circulation, c¢’est-a-dire la mise en
place de boucles de circulation en sens opposés. Celles-ci ne sont pas observées sur les autres modeles car
I’un des termes de la circulation (cf. Sect. 3.2.3) domine le sens de circulation permettant une extraction plus
efficace du moment cinétique des régions centrales. Le terme de cisaillement turbulent plus important avec
le modele 1 est lié a un double effet : d’une part, le coefficient de turbulence verticale (TZ97) est augmenté
par la prise en compte dans son expression de la turbulence horizontale et d’autre part, la circulation étant
moins efficace qu’avec la prescription de Mathis et al. (2004), elle permet I’établissement d’un profil de
rotation fortement différentiel qui favorise le cisaillement turbulent.

La figure 4.5 montre 1’évolution des coefficients de diffusion au cours de la pré-séquence principale.
On notera en particulier le coefficient de diffusion horizontal trés important dans le cas 2 comparé au cas
1. Lors de cette phase de I’évolution, le coefficient donné par Mathis et al. (2004) (modele 2) est méme
supérieur de un a deux ordres de grandeur aux trois ages représentés. Un autre point intéressant dans le cas
de ces deux Dy, est lié au rapport D, /K7 qui est alors supérieur a 1 et parfois méme trés supérieur, signifiant
que la partie du flux thermique liée a la turbulence horizontale ajoutée par Maeder & Zahn (1998) n’est
pas négligeable et le terme donné par I’équation Eq. 3.38 de la circulation méridienne en sera d’autant plus
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FIGURE 4.5 — Coefficient de diffusion en fonction du rayon normalisé a trois dges au cours de la pré-séquence
principale. On a représenté la diffusivité thermique (vert), les coefficients de diffusion turbulente horizontal (noir)
et vertical (bleu), le coefficient de diffusion 1ié a la circulation méridienne (rouge), la somme de ces deux derniers
(magenta) et le coefficient de viscosité moléculaire (cyan).

Haut : D;,=792, D,=TZ97 ; Bas : D;,=MPZ04, D,=792

important.

On voit sur la figure 4.3 que le profil de rotation interne varie suivant les prescriptions de transport
turbulent déja de maniere importante lors de la pré-séquence principale. Plus le coefficient de turbulence
horizontale est faible, moins le transport de moment cinétique est efficace globalement. Lors de cette phase
le coefficient de diffusion turbulente horizontale est beaucoup plus important lorsqu’il est calculé selon
Mathis et al. (2004). Cela est dii a la relative constance du coefficient D), en fonction du rayon comparé aux
autres prescriptions ot Dy, est beaucoup plus faible au cceur de I’étoile (4 ordres de grandeur perdus entre Dy,
sous I’enveloppe et au centre pour la prescription de Z92). Or, lors de la contraction, le moment cinétique
est concentré dans les régions centrales, le transport doit donc étre d’autant plus efficace pour minimiser
I’accélération du coeur. On obtient en fonction des prescriptions utilisées, soit un profil plus aplati dans la
région centrale et une meilleure distribution du moment cinétique augmentant la vitesse en surface avec le
coefficient D, selon Mathis et al. (2004), soit un profil avec un fort gradient a la ZAMS entre la vitesse de
surface et la vitesse au centre, selon Zahn (1992).

4.1.3 Ondes internes de gravité

Les ondes internes de gravité transportent une grande quantité de moment cinétique de maniére non-
locale. La dissipation de ’onde a un rayon donné, qui libere alors son moment cinétique, entraine des
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FIGURE 4.6 — Méme 1égende que la figure 4.4 avec en plus le flux de moment cinétique porté par les ondes de gravité
interne (magenta). D;=7292, D,=TZ97. Haut : Sans ondes de gravité ; Bas : Avec ondes de gravité.

modifications importantes du profil de rotation. Lors de la pré-séquence principale, I’enveloppe convective
est tres étendue mais le flux de moment cinétique reste faible. En effet, la zone radiative étant encore
relativement peu stratifiée, seules les ondes de basses fréquences portant le moins d’énergie peuvent se
propager et transporter le moment cinétique (Charbonnel et al. 2013). Cependant, le rayon de la base de
I’enveloppe convective étant encore tres faible (lors de I’expansion du cceur radiatif), le flux de moment
cinétique n’a donc pas besoin d’étre & son maximum a ce stade pour avoir un impact important sur le profil
de rotation interne.

Pour une étoile de 1,2 masse solaire, les ondes internes de gravité sont efficacement générées par I’en-
veloppe convective avec un flux de moment cinétique maximal pour une température effective autour de
6200K. Dans le cas de notre modele, cela correspond a I’arrivée sur la séquence principale, ce qui signifie
que dans la phase de fin de la pré-séquence principale, lorsque le cceur convectif est déja en place, les ondes
internes de gravité sont déja un acteur majeur de la redistribution du moment cinétique. En effet, elles sont
capables de ralentir le coeur stellaire pendant que la partie radiative s’étend en masse, tandis que la contrac-
tion de I’étoile mene a une rotation différentielle négative sous I’enveloppe convective. Notons que malgré
la présence d’un cceur convectif sur la pré-séquence principale, celui-ci n’a aucun impact sur 1’évolution
du moment cinétique. En effet, le flux de moment excité par le cceur convectif est 5 ordres de grandeur en
dessous de celui excité par 1’enveloppe pour une étoile de 1.2 masse solaire (voir Charbonnel et al. 2013,
pour des conclusions sur un domaine de masse étendu).

On a montré dans Charbonnel et al. (2013) que, lorsqu’elles sont prises en compte avec la turbulence
de cisaillement, les ajustements structuraux et la circulation méridienne, les ondes internes de gravité do-
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FIGURE 4.7 — Coefficient de diffusion a trois ages au cours de la pré-séquence principale. On a représenté la dif-
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diffusion li€ & la circulation méridienne (rouge), la somme de ces deux derniers (magenta) et le coefficient de viscosité
moléculaire (cyan). D,=792, D,=TZ97. Haut : Sans ondes internes de gravité ; Bas : Avec ondes internes de gravité.

minent largement le transport de moment cinétique et modifient fortement le comportement de la circula-
tion méridienne. Comme on le voit sur la figure 4.8, de multiples boucles de circulation apparaissent alors,
transportant le moment dans un sens ou dans I’autre et modifient le profil de rotation en conséquence.

Les modeles calculés dans Charbonnel et al. (2013) n’incluaient aucune perte de moment cinétique sur
la pré-séquence principale, or le freinage de surface est le principal processus déterminant la vitesse de
rotation de I’enveloppe convective et des ondes qui en sont excitées. J’ai donc recalculé quelques modeles
avec un freinage suivant Matt et al. (2015), on voit dans figure 4.9 ci-dessous I’'impact sur le profil de
rotation dans le cas avec et sans ondes. On note en particulier la diminution de la vitesse en surface déja a
la fin de la séquence principale. Le couple exercé a la surface par les vents magnétisés avance également
I’arrivée du front d’onde, il est situé a 20% du rayon de 1’étoile dans le cas sans freinage a la ZAMS et déja
a 30% du rayon lorsqu’une extraction de moment cinétique est ajoutée a la surface.

4.1.4 Champ magnétique : Dynamo de Tayler-Spruit

Les mesures de champ magnétiques d’étoiles de différents types spectraux durant la PMS montrent des
étoiles fortement magnétisées (de la dizaine de Gauss jusqu’a plusieurs centaines, voir e.g Folsom et al.
(2016)) pour la quasi-totalité. On s’attend donc a ce que le champ magnétique soit un acteur important
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FIGURE 4.8 — Boucle de circulation méridienne dans la zone radiative d’une étoile de 1M, avec (bas) et sans (haut)
ondes de gravité interne a trois ages au cours de la pré-séquence principale (De gauche a droite : 14, 35 et 55 millions
d’années). Les lignes bleues et rouges indiquent respectivement une circulation méridienne dans le sens horaire (U, >
0) et anti-horaire (U, < 0). Les zones hachurées représentent les zones convectives. (extrait de Charbonnel et al.
(2013))

lors de cette phase, autant en ce qui concerne son interaction avec 1’environnement extérieur qu’en ce qui
concerne le transport interne de moment cinétique dans la zone radiative en développement. Cependant,
trés peu de travaux existent sur le sujet de I'impact du champ magnétique sur la rotation interne durant
la pré-séquence principale. Les travaux les plus récents concernent I’'impact du champ magnétique sur la
structure (Feiden et al. 2015) et la quantité de lithium (Somers & Pinsonneault 2015) mais ne prennent
pas en compte le champ magnétique interne lorsqu’ils calculent I’évolution de la rotation interne (s’ils la
calculent).

A ce jour, les seuls travaux prenant en compte un transport par le champ magnétique pour 1’évolution
du profil de rotation lors de la PMS sont ceux d’Eggenberger et al. (2010) et Li et al. (2014). Ils ont réalisé
des modeles PMS avec le transport de moment par la dynamo de Tayler-Spruit, a chaque fois dans le but
d’étudier I’évolution du lithium en surface lors de I’évolution complete d’étoiles de type solaire. Ces travaux
indiquent que le coefficient de diffusion associé a la dynamo de Tayler-Spruit est quatre ordres de grandeur
au dessus de celui associé a la turbulence de cisaillement lors de la pré-séquence principale. Le transport
de moment cinétique est ainsi bien plus efficace et la zone radiative atteint tres vite un profil quasi-plat,
inhibant completement la destruction du lithium due au transport sous la zone convective et permettant
alors a la diffusion microscopique d’étre efficace.
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FIGURE 4.9 — Figure récapitulative des modeles avec et sans freinage et avec et sans ondes.

4.1.5 Pré-Conclusion

Lors de la pré-séquence principale, 1’évolution structurelle et les processus de transport fagconnent le
profil de rotation de différentes manieres. Les processus hydrodynamiques seuls permettent d’obtenir plu-
sieurs types de profils de rotation, la prescription utilisée pour le coefficient de turbulence horizontale
induira une efficacité plus ou moins importante de la circulation. Ainsi, la prescription fournie par Zahn
(1992) donne un profil fortement différentiel a la ZAMS avec le rapport des vitesses de coeur et de surface
AQ = Q./Qg égal a 11. L’expression de D;, de Mathis et al. (2004) permet d’obtenir un profil beaucoup
plus plat avec AQ = 2,5 seulement.

Lorsque I’on ajoute des processus de transport supplémentaires, on tend naturellement a coupler da-
vantage les différentes régions de la zone radiative. L’instabilité de Tayler-Spruit agit comme une viscosité
augmentée du plasma et diminue fortement la rotation différentielle jusqu’a un profil quasi-plat & la ZAMS
(AQ ~1).

Les ondes internes de gravité ont un comportement un peu plus complexe, elles extraient le moment
cinétique du cceur de 1’étoile en laissant le reste de la zone radiative évoluer grace aux autres processus
hydrodynamiques. Il s’ensuit un profil de rotation en deux parties, la contraction de I’étoile tend a I’accélérer
mais le cceur est ralenti par les ondes et la surface par I’extraction de moment par les vents magnétisés.
Ainsi, le gradient de rotation est alternativement négatif en plein ceeur, positif du fait du ralentissement des
ondes et a nouveau négatif du fait du freinage. On obtient alors un rapport AQ = 0,65 qui est bien inférieur
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Malheureusement, aucun moyen actuel ne permet de sonder 1’intérieur des étoiles de faible masse a
cette phase de I’évolution, on ne peut donc comparer nos modeles qu’aux observations de période de ro-
tation de surface dans les amas jeunes. Il est a noter également que pendant la pré-séquence principale,
la période de rotation dépend encore beaucoup des conditions initiales dont la distribution est encore as-
sez mal contrainte. Cependant, plusieurs études (Bouvier et al. 1997; Gallet & Bouvier 2013, 2015; Irwin
& Bouvier 2009) ont montré que pour permettre de reproduire 1’ensemble des observations de surface,
un découplage relativement important devait exister entre I’enveloppe et la zone radiative. Cela permet de
contraindre un minimum le transport de moment dans la zone radiative. Par exemple, les modeles incluant
un transport par I’instabilité de Tayler-Spruit n’indiquent aucun découplage a la fin de la séquence princi-
pale et ne permettent donc pas de reproduire les rotateurs les plus lents a cet age. De méme pour les modeles
calculés avec les ondes internes de gravité, elles sont fortement dépendantes des conditions initiales mais
induisent globalement une accélération de la surface comparé au cas sans ondes. Les modeles qui sont donc
le plus en accord avec les observations lors de la pré-séquence principale sont les modeles n’incluant qu’un
transport par les instabilités hydrodynamiques.

4.2 Séquence principale

Lors de la séquence principale, les ajustements structuraux sont terminés et la structure n’évolue alors
que tres peu. Les éléments importants de I’évolution du moment cinétique sont alors la perte par les vents
magnétisés et la redistribution de moment dans la zone radiative. On étudiera également dans cette partie le
cas du Soleil qui est a ce jour la seule étoile pour laquelle nous ayons autant d’informations sur le profil de
rotation interne grace a I’héliosismologie.

4.2.1 Transport par les instabilités hydrodynamiques

Profils de rotation - Instabilités hydrodynamiques : séquence principale
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FIGURE 4.10 — Profil de rotation en fonction du rayon a 6 ages au cours de la séquence principale. Gauche : D;,=792,
D,=TZ97 ; Droite : D,=MPZ04, D,,=792

C’est a I’échelle temporelle de la séquence principale que se révelent les plus grandes différences entre
les prescriptions existantes de perte et de transport du moment cinétique. En effet, leurs effets sont essen-
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tiellement visibles sur des échelles de temps séculaires propres a cette phase de 1’évolution. On a montré
dans un premier temps dans Amard et al. (2016) que les lois de freinage prenant en compte 1’évolution
combinée de la structure et de la vitesse de rotation a travers un nombre de Rossby convectif (telles que
celles de Matt et al. 2015, 2012) montrent de bien meilleurs résultats que celles ne dépendant que de la
vitesse de rotation (e.g. Kawaler 1988).

Dans ce méme article, on a montré pour une étoile de une masse solaire, qu’en utilisant la prescription
pour D;, de Mathis et al. (2004) combinée a un certain type de loi de freinage, on pouvait reproduire les
observations de surface des étoiles d’amas ouverts, mais pas le profil de rotation observé a I’age du Soleil.
Ceci vient du fait que la loi de freinage peut étre adaptée de facon a ajuster les données, ce qui n’est pas le
cas des processus de transport. De méme, on a montré alors que sur le long terme, seuls les processus de
transport interne modifient le profil de rotation de 1’étoile. Les modeles présentés ici ont donc un freinage
calibré de maniere a reproduire les observations d’amas ouverts.

Pour notre étoile de 1,2 masse solaire, 1’évolution sur la séquence principale se caractérise par une
évolution structurelle minime, avec un tres petit coeur convectif (1 - 2,5% de la masse et environ 5% du
rayon total) et une relativement fine enveloppe convective en surface (0,5% de la masse et 20% du rayon
total). Vers 4 milliards d’années (80% de la durée totale de la séquence principale), le coeur convectif
disparait, signifiant la fin des réactions de la chaine CN et donc la diminution de la production d’énergie
par les réactions nucléaires au centre et la contraction du cceur.

En effet, lorsque 1’on regarde les coefficients de diffusion (fig. 4.11) ou les flux de moment cinétique
associés a la circulation ou 2 la turbulence de cisaillement (fig. 4.12), on ne note pas de différences mar-
quantes au cours du temps. Seul dans le cas du modele 1 (Dy, : Z92; D, : TZ97) peut-on remarquer que
les boucles de circulation se décalent vers la surface et que leur intensité décroit avec le temps. Le flux
de moment transporté par la circulation dans ce modele est de toute facon, au moins un ordre de grandeur
au dessous du modele 2 (avec prescriptions différentes) au début de la séquence principale (jusqu’a 250
millions d’années).

L’élément le plus intéressant car il modifiera le plus le transport, est I’évolution au cours du temps du
coefficient Dy, en fonction de la prescription utilisée. Dans les deux cas, D;, diminue au cours du temps
alors que I’étoile perd son moment cinétique par les vents. Ces prescriptions sont basées sur une turbulence
horizontale générée par une rotation différentielle en latitude (£2;), or lorsque le taux de rotation devient
plus faible la perturbation sur 1’isobare le devient également et le coefficient diminue simultanément. Le
faible couplage dans la partie radiative de 1’étoile entraine alors une relativement forte rotation différentielle
(voir fig. 4.10) qui augmente avec le temps lorsque le cceur de 1’étoile se contracte a la fin de la séquence
principale. En particulier dans le cas du modele 1 au cours de la séquence principale, le parametre ACQ reste
relativement constant autour de 15-20 et évolue jusqu’a 100 lors de la phase de contraction du coeur.

Si I’on regarde les échelles de temps de couplage entre 1’enveloppe convective et 1’enveloppe radiative
(voir Amard et al. (2016)), on note en particulier que le temps de couplage lié aux instabilités hydrodyna-
miques est bien supérieur a celui proposé par les modeles bi-zones de Gallet & Bouvier (2013, 2015).

Soleil

L’une des grandes difficultés de la physique stellaire aujourd’hui est de reproduire le profil de rota-
tion interne quasi-plat du Soleil. Certains processus physiques permettent d’arriver a cette fin mais tous
possedent au moins une faiblesse.

- Les ondes internes de gravité, développées dans Charbonnel & Talon (2005a), sont limitées par I’in-
certitude que I’on a sur I’excitation de ces ondes par I’enveloppe convective. En effet, seule I’excita-
tion par la contrainte de Reynolds peut étre quantifié car 1’excitation par la pénétration des panaches
convectifs dans I'intérieur radiatif est encore aujourd’hui trés mal contrainte.

65



CHAPITRE 4. L’EXEMPLE D’UNE ETOILE DE 1,2M., A METALLICITE SOLAIRE

Coefficients de diffusion - Instabilités hydrodynamiques : Séquence principale
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FIGURE 4.11 — Coefficient de diffusion a trois dges au cours de la pré-séquence principale. On a représenté la dif-
fusivité thermique (vert), les coefficients de diffusion turbulente horizontal (noir) et vertical (bleu), le coefficient de
diffusion lié a la circulation méridienne (rouge), la somme de ces deux derniers (magenta) et le coefficient de viscosité
moléculaire (cyan).

Haut : D;,=7292, D,=TZ97 ; Bas : D,=MPZ04, D,=792

- La réelle efficacité de la dynamo de Tayler-Spruit développée par Eggenberger et al. (2005), est
quant a elle sérieusement remise en question (Denissenkov et al. 2010; Zahn et al. 2007). Le champ
magnétique doit étre confiné extrémement efficacement a la zone radiative. En effet, si ’on considere
que le champ est produit par 1’enveloppe convective, la loi d’isorotation de Ferraro (1937) nous dit
que la méme rotation différentielle latitudinale devrait étre retrouvée au moins dans les régions les
plus externes de la zone radiative, au contraire de ce qui est montré par 1’héliosimologie (Strugarek
etal. 2011).

Dans Amard et al. (2016), on a testé plusieurs prescriptions existantes sur une étoile de type solaire
pour reproduire le profil de rotation donné par les observations héliosismiques, sans succes. Comme cela
avait été montré par plusieurs auteurs auparavant (e.g. Marques et al. 2013; Pinsonneault et al. 1989; Turck-
Chieze et al. 2010), les instabilités hydrodynamiques seules ne semblent pas capables de reproduire le profil
de rotation interne du Soleil.

4.2.2 Ondes internes de gravité

Les ondes internes de gravité sont vues depuis longtemps comme un moyen efficace de transporter le
moment cinétique lors de la séquence principale (e.g. Press 1981; Schatzman 1993; Talon et al. 2002; Zahn
et al. 1997). Talon & Charbonnel (2005) ont réalisé la premiere évolution de la pré-séquence principale
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FIGURE 4.12 — Flux radial de moment cinétique total (noir) en fonction du rayon. On distingue le flux porté par
la circulation méridienne (rouge) de celui porté par la turbulence de cisaillement (bleu). A noter également que sur
les panneaux du bas, les courbes rouges et noires sont confondues. Haut : D;,=7292, D,=TZ97 ; Bas : D;,=MPZ04,
D,=792

jusqu’a la fin de la séquence principale d’une étoile de faible masse (1,2 masse solaire) avec la prise en
compte des ondes de gravité pour le transport de moment cinétique.

Dans cette partie, nous présenterons les résultats d’un modele de 1,2M, en prenant en compte 1’effet
sur le profil de rotation des ondes de gravité combinées a la circulation méridienne et a la turbulence de
cisaillement. La structure ayant été modifiée, de nouvelles abondances incorporées au code d’évolution,
nous comparerons ici difficilement les résultats obtenus avec ceux de Talon & Charbonnel (2005). Leurs
modeles étaient alors calculés en rotation a partir de la ZAMS seulement et le flux de moment cinétique
porté par les ondes était calculé en interpolant dans une table compilant la luminosité émise par un modele
ZAMS a plusieurs taux de rotation différentielle sous 1’enveloppe convective. Les modeles utilisés ici sont
la prolongation des modeles présentés dans la partie précédente (modeles 1 et 3, Dh : Z92) et recalculent
I’excitation et la luminosité des ondes a chaque pas de temps évolutif (Charbonnel et al. 2013). Les effets des
ondes internes de gravité sur le transport de moment cinétique et son interaction avec les autres processus
ayant été présentés plus haut, nous ne nous attarderons pas dessus pour aller directement aux effets sur le
profil de rotation. On voit sur la figure 4.14 que lors de la séquence principale, les effets combinés des ondes
internes de gravité, des instabilités hydrodynamiques et du freinage de surface entrainent la propagation
d’un front d’onde a travers la zone radiative, du centre jusqu’a I’enveloppe convective. Ce front d’onde
drague donc le moment cinétique des régions du coeur jusque dans I’enveloppe d’ou celui-ci sera extrait
par le couplage avec les vents magnétisés. A la fin de la séquence principale, on a donc une quantité totale
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Profil de rotation - Instabilités hydrodynamiques : Cas du Soleil
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FIGURE 4.13 — Prédiction pour le profil de rotation a I’age du Soleil (4.57 milliards d’années) pour les rotateurs
rapides, médians et lents obtenus a I’aide de I’expression de D;, de Mathis et al. (2004). Les carrés correspondent aux
contraintes observationelles obtenues par inversion sismiques du taux de rotation par Garcia et al. (2007).

de moment cinétique réduite et le profil de rotation résultant est ainsi plus proche d’un profil solide que
dans le cas sans ondes. On arrive ainsi a 1 milliard d’années avec un facteur AQ = 6 dans le cas avec ondes
AQ =20 dans le cas sans ondes. De plus, le profil montre tout au long de la séquence principale une forme
caractéristique de la propagation du front d’onde a travers la zone radiative.

Soleil

Charbonnel & Talon (2005a) ont montré que les ondes interne de gravité permettaient d’obtenir un
profil de rotation plat. Cependant, lors de ce calcul, I’évolution au cours de la pré-séquence principale
n’était pas calculée et le spectre d’énergie des ondes internes de gravité était tabulée a partir de la structure
a la ZAMS. De plus, seules les ondes rétrogrades déposant un moment cinétique négatif dans les régions
centrales de I’étoile étaient prises en compte. De nombreux parametres physiques ayant changé aujourd’hui,
j’ai recalculé quelques modeles d’une masse solaire dont la vitesse de surface est calibrée sur le Soleil (voir
figure 4.14). Notons que le réalisme du transport par les ondes internes de gravité, tel que développé dans
Charbonnel & Talon (2005a), est également limité par 1’incertitude que 1’on a sur I’excitation de ces ondes
par I’enveloppe convective, seule I’excitation par la contrainte de Reynolds peut étre quantifiée, I’ excitation
par la pénétration des panaches convectifs dans I’ intérieur radiatif est encore aujourd’hui trés mal contrainte.

4.2.3 Champ magnétique : Dynamo de Tayler-Spruit

La dynamo de Tayler-Spruit agit comme un coefficient de diffusion supplémentaire efficace avec la pré-
sence d’une rotation différentielle. Elle est donc particulicrement efficace sous 1’enveloppe convective ou
un gradient de rotation est créé par 1’extraction de moment de 1’enveloppe convective par les vents magné-
tisés lors de la séquence principale. Les valeurs atteintes par ce coefficient sont de 5 a 10 ordres de grandeur
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Profils de rotation - Ondes internes : Séquence principale, Soleil
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FIGURE 4.14 — Profil de rotation d’un modele de 1 Mxen fonction du rayon normalisé a 6 (et 5) ages au cours de
la séquence principale, avec et sans ondes interne de gravité. D;,=792, D,=TZ97. Gauche : Sans ondes de gravité;
droite : Avec ondes de gravité.

au dessus des coefficients associés aux instabilités hydrodynamiques classiques (voir fig. 4.15, extraite de
Eggenberger et al. (2005)). Eggenberger et al. (2005) ont montré que lorsque I’on ajoute le transport de
moment par la dynamo de Tayler-Spruit en plus du transport par la circulation méridienne et la turbulence
de cisaillement, le coefficient de diffusion associé est suffisamment important pour permettre de reproduire
le profil plat du Soleil jusqu’a 0,2R, tel que dérivé des données héliosismiques. La figure originale de
I’article est représentée fig.4.16. Eggenberger et al. (2005) rappellent bien qu’il reste cependant quelques
doutes quant a la présence de cette dynamo en intérieur stellaire car aucune simulation 3D n’a a ce jour
confirmé 1’existence ou I’efficacité d’une telle instabilité (e.g. Zahn et al. 2007). Ces simulations montrent
un équilibre subtil entre la génération des instabilités et leur relaxation vers une configuration stable (Brai-
thwaite & Spruit 2004). En fait, la réelle efficacité de la dynamo de Tayler-Spruit telle que développée par
Eggenberger et al. (2005) est sérieusement remise en question par les simulations de Denissenkov et al.
(2010); Zahn et al. (2007).

4.2.4 Pré-Conclusion

La séquence principale est la phase évolutive de 1’étoile pendant laquelle les processus de transport
révelent ou non leur efficacité a redistribuer le moment cinétique dans la zone radiative. Le transport par
les instabilités hydrodynamiques, quelles que soient les prescriptions utilisées, est limité sur la séquence
principale. En effet, ces instabilités dépendent de la rotation différentielle absolue, lorsque celle-ci devient
trop faible, le transport n’est plus efficace jusqu’a ce qu’elle redevienne plus importante. Les formulations
de D, de Mathis et al. (2004) ou de Zahn (1992) conduisent a des rotations différentielles relativement
importantes (respectivement AQ ~ 40 et AQ ~ 100) a la fin de la séquence principale.

Le transport par les ondes internes de gravité et par la dynamo de Tayler-Spruit permettent 1’un et I’ autre
de coupler efficacement le cceur de 1’étoile a sa surface, bien que la forme et la physique sous-jacentes les
caractérisant soient différentes. La dynamo de Tayler-Spruit agit comme une viscosité supplémentaire, elle
a donc un effet lissant sur le profil de rotation, 1’aplatissant depuis la surface jusqu’au cceur. Cet effet est
largement suffisant pour expliquer le profil de rotation du Soleil jusqu’a 0,2 rayon solaire selon Eggenberger
et al. (2005) et semble étre confirmé par Cantiello et al. (2014) qui arrive a la fin de la séquence principale
avec une rotation différentielle quasi-nulle pour un modele de 1,5 masse solaire. (AQ ~ 1 a la TAMS). Les

69



CHAPITRE 4. L’EXEMPLE D’UNE ETOILE DE 1,2M., A METALLICITE SOLAIRE

Coefficient de diffusion - Champ magnétique : Séquence principale (1M.)
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FIGURE 4.15 — Coefficients de diffusion en fonction de la masse a 1’dge du Soleil pour un modele calculé avec la
dynamo de Tayler-Spruit ; extrait de Eggenberger et al. (2005)
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FIGURE 4.16 — Profils de rotation extraits de Eggenberger et al. (2005) pour un modele d’une étoile d’une masse
solaire incluant le transport de moment cinétique par I’instabilité de Tayler-Spruit

ondes internes de gravité se caractérisent par un profil de rotation plus éloigné de I’état solide (AQ =302 la
TAMS) avec une forme propre a la propagation des ondes : un cceur fortement ralenti comparé au cas sans
ondes (bien qu’en rotation ré-accélérée comparé a la pré-séquence principale) et avec un ralentissement au
sein de la zone radiative dont la localisation varie avec 1’age de I’étoile étudiée.

4.3 Branches des sous-géantes et des géantes rouges
Lors de ces phases, I’étoile est soumise a la contraction du ceeur suite a la disparition des réactions

nucléaires en son centre. Dans le cas d’une étoile de 1,2 My, (ou 1,25 M, ici pour comparaison aux autres
travaux existants), cela correspond également a peu pres a la disparition du petit cceur convectif présent
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au cours de la séquence principale. En parallele, I’hydrogene se met a briiler en coquille autour du coeur
d’hélium.

Les nombreuses observations astérosismiques récemment apportées par les satellites Kepler et CoRoT
permettent, dans le cas des géantes rouges et des étoiles sous-géantes, d’obtenir des informations sur le taux
de rotation dans les régions centrales. Ceci nous est permis grace aux modes mixtes. Ce sont des modes de
gravité excités dans la partie radiative de 1’étoile, qui peuvent se propager tant que leur fréquence est infé-
rieure a la fréquence de Brunt-Viisild. Ces modes sont habituellement évanescents dans la zone convective.
Cependant, dans le cas des étoiles géantes ou sous-géantes, la stratification particulierement importante liée
a la combustion de I’hydrogene en couche et a la contraction du coeur d’hélium, fait apparaitre un double
pic dans la fréquence de Brunt-Viisilid. On a alors la possibilité d’avoir des modes de gravité a fréquence
suffisamment haute pour résonner avec des modes de pression, qui sont eux, observables a la surface de
I’étoile, donnant lieu a ces modes mixtes.

4.3.1 Transport par les instabilités hydrodynamiques

Il existe de nombreux travaux, incluant diverses prescriptions pour le transport par les instabilités hy-
drodynamiques, essayant de reproduire des observables lors des phases géantes ou sous-géantes (Ceillier
et al. 2012; Eggenberger et al. 2012; Marques et al. 2013; Palacios et al. 2006). Mais tous arrivent a la méme
conclusion, a savoir que le transport induit par les instabilités hydrodynamiques, tels qu’il est décrit aujour-
d’hui, ne permet pas de reproduire la rotation différentielle montrée par les observations astérosismiques
dans les géantes. La figure 4.17 montre un modele de 1,25 masse solaire calculé avec la prescription de
Mathis et al. (2004) pour le coefficient de diffusion turbulente horizontale et Zahn (1992) pour le coefficient
de diffusion turbulente verticale. Les données correspondantes aux sous-géantes sont tirées de Deheuvels
et al. (2014), elles permettent en particulier de contraindre la vitesse de surface et les vitesses de cceur sont
extraites par Mosser et al. (2012) des données du satellite Kepler, on aura sélectionné ici celles dont la
masse astérosismique est comprise dans I’intervalle de 1,1 a 1,4 M.

On remarque sur la figure 4.17 que, bien que les observations de surface peuvent étre reproduites, la
rotation au cceur est plus de 1000 fois supérieure a la valeur observée. La vitesse au cceur continue méme a
augmenter lors de la phase géante rouge alors que les observations de Mosser et al. (2012) semblent montrer
au contraire un ralentissement du cceur de 1’étoile lors de son évolution sur la branche des géantes.

4.3.2 Contraindre le transport : ajout d’une viscosité artificielle v,qq

Les observations de la rotation du ceeur des géantes rouges sont également un moyen de contraindre
I’efficacité et les propriétés du processus de transport manquant pour expliquer les observations. En particu-
lier, Spada et al. (2016) ont utilisé un formalisme pour modéliser le transport interne de moment cinétique
consistant a supprimer le terme d’advection de I’équation de transport du moment cinétique (Eq. 3.63) et a
le remplacer par un coefficient de diffusion équivalent (Endal & Sofia 1981). La majorité des codes d’évo-
lution stellaire incluant la rotation font cette hypothese sur la circulation (e.g. Brott et al. 2011; Paxton
et al. 2013; Spada et al. 2011) . Ils ont ajouté également un coefficient supplémentaire associé au processus
inconnu et I’ont fait varier d’abord en le considérant constant au cours de 1’évolution puis en ajoutant une
dépendance a une certaine puissance du taux de rotation différentielle.

Le coefficient fixé par Spada et al. (2016) est de 1’ordre de 2,5 - 10°cm?s~! pour reproduire le Soleil.
Le but étant ici, comme précédemment, de reproduire I’ensemble des observables astérosismiques a I’aide
d’un unique modele de 1,25 masse solaire, ils diminuent le coefficient jusqu’a une valeur de 10* environ
pour reproduire les observations géantes et sous-géantes. Sur la figure 4.18, on a représenté 1’évolution
des vitesses de rotation de cceur et de surface pour une étoile de 1,25 masse solaire avec un coefficient
Vaad = 3 - 10* constant au cours de 1’évolution. On remarque en effet que 1’ordre de grandeur est bon,
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Evolution de la vitesse de surface et de ceeur : Branche des sous-géantes
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FIGURE 4.17 — Evolution du profil de rotation en fonction du rayon normalisé au rayon de 1’étoile. On montre ici
des prédictions pour un modele de 1,25 masse solaire calculé avec la prescriptions pour D;, de Mathis et al. (2004).
Les courbes sont des tracés du profil de rotation a différentes phases de la branche des géantes : de la TAMS (en
noir) jusqu’a un stade avancé sur la branche des géantes (en magenta), les gravités effectives correspondantes sont les
suivantes : log(g)esr = 3,95 (noir), 3,9 (rouge), 3,85 (vert), 3,8 (bleu), 3,6 (cyan) et 3,35 (magenta).

on est ainsi beaucoup plus proche des observations que dans les modeles qui étaient calculés jusqu’alors
(Dy, :MPZ04), mais que qualitativement, un coefficient constant ne permet en aucun cas de reproduire
I’ensemble des observables avec un modele unique.

IIs ajoutent ensuite une dépendance au taux de rotation avec un coefficient de diffusion paramétrable tel

que :

Q o

vadd~vo< ;‘1> : (4.1)
C

avec Qg le taux de rotation moyen de la partie radiative de I’étoile. Ceci leur a permis d’obtenir un unique
modele permettant d’ajuster I’ensemble des données des géantes rouges. Toutefois, le découplage entre le
ceeur et I’enveloppe intervient trop tdt et empéche un ajustement équivalent des données des sous-géantes.

On voit sur le panneau de droite de la figure 4.18 qu’ils arrivent alors a reproduire 1I’ensemble des
données en fixant une rotation solide jusqu’a ce que la combustion de I’hydrogéne en coquille soit bien
établie, puis en laissant évoluer le découplage coeur-enveloppe avec une viscosité artificielle telle que Vygq =
0,04 X (Qraa/Qc)*

La méme année, Eggenberger et al. (2016) appliquent ce méme type de modele avec un coefficient
constant a la géante rouge de faible masse KIC7341231 et obtiennent des valeurs tres similaires pour re-
produire le découplage cceur-enveloppe. Ils montrent, en plus d’'une dépendance au stade évolutif, une
sensibilité a la masse de I’étoile.

En résumé, ce processus doit dépendre de plusieurs éléments :

1 la masse de I’étoile

2 son stade évolutif, avec un coefficient plus important lors de la séquence principale qu’a I’arrivée sur
la branche des géantes
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Evolution de la vitesse de rotation : Post-séquence principale
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FIGURE 4.18 — Evolution de la rotation de surface et du ceeur d’un modele de 1,2 masse solaire, comparé aux obser-
vations de Deheuvels et al. (2014) (D14) et Mosser et al. (2012) (M12). A gauche : Modele incluant la prescription
de Mathis et al. (2004) avec (noir) et sans (rouge) prise en compte d’un coefficient de diffusion de moment cinétique
additionnel, taux de rotation de surface (ligne continue) et de cceur (tirets) en fonction de 1’évolution de rayon stel-
laire. A droite : extrait de Spada et al. (2016), taux de rotation en fonction de I’évolution de la gravité effective, pour
des modeles de 1,25M, incluant une viscosité artificielle sous la forme Dagq = Do (Qrad/ Qc)a pour le transport du
moment cinétique dont les coefficients sont indiqués sur la figures. Pour plus de détails, voir le texte.

3 une forte dépendance a la rotation différentielle interne

4 11 doit étre particulierement efficace jusqu’a ce que I’hydrogéne commence a briler en couche pour
expliquer la totalité des observations. Ceci est a nuancer toutefois par le fait que Spada et al. (2016)
aient utilisé une seule masse avec une seule vitesse initiale, la prise en compte d’une certaine disper-
sion pourrait fortement impacter cette conclusion.

4.3.3 Autres processus de transport

Dans le cadre de cette these initialement centrée sur les phases précoces de 1’évolution, je n’ai testé
aucun processus de transport supplémentaire sur les phases plus avancées que la séquence principale. Je
présenterai donc ici les travaux récents dans le domaine réalisés par d’autres groupes.

Ondes internes de gravité

Leffet des ondes internes de gravité sur le transport du moment cinétique lors de phases post-séquence
principale a été étudié qualitativement par Fuller et al. (2014). Ils ont réalisé une estimation de la quantité
maximale de moment cinétique transportée par les ondes internes de gravité lors de ces phases en fixant un
profil de rotation donné. Ils ont ensuite calculé I’impact que les ondes de gravité auraient sur ce profil, les
propriétés structurelles du modele étant calculées avec le code d’évolution MESA pour une étoile en phase
sous-géante puis géante.

IIs retrouvent dans un premier temps qualitativement les résultats de Charbonnel & Talon (2005a) pour
des étoiles de séquence principale. De maniere générale, les zones de convection étendues lors des phases
plus avancées permettent une excitation des ondes internes de gravité plus efficace. Le flux de moment qui
leur est associé est donc plus important que celui porté par la circulation méridienne ou le cisaillement
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turbulent avec leurs traitements classiques.Fuller et al. (2014) ont examiné qualitativement I’impact des
ondes de gravité sur le transport de moment cinétique sur le profil de rotation d’étoile (0,9 <M < 2,5M.) au
cours de I’évolution. La propagation des ondes et leur dissipation tendent a réduire la rotation différentielle
jusqu’a étre comparable a la fréquence locale des ondes de gravité. De maniere générale, tant que les
ondes sont capables de se propager depuis la zone de convection jusqu’a une zone de rotation différentielle
importante, elles peuvent réduire la rotation différentielle sur une échelle de temps bien plus courte que
I’échelle de temps évolutive.

Talon & Charbonnel (2008) mentionnaient que la redistribution de moment cinétique par les ondes
internes de gravité redevenait efficace dés la fin de la branche des sous-géantes pour des étoiles de masses
intermédiaires (3M,). Cependant, ceci n’a pas été confirmé par Fuller et al. (2014) pour des étoiles de faible
masse. IIs montrent que lors de I’arrivée a la phase géante, le transport de moment par les ondes internes de
gravité perd de son efficacité. En effet, le cceur d’hélium devient alors opaque aux ondes internes de gravité
excitées par I’enveloppe convective et se découple des zones externes. Ceci est certes observé par Deheuvels
et al. (2014) qui ont montré qu’il existe bien un découplage a cette phase mais que celui-ci s’arréte des le
début de la montée sur la branche des géantes (Spada et al. 2016) pour mener a un ralentissement du coeur
ensuite comme Mosser et al. (2012) I’ont montré. Or, une fois le découplage commencé, le coeur accélere
pendant que 1’étoile évolue sur la SGB mais les ondes internes de gravité semblent incapables d’extraire le
moment mé&me une fois sur la branche des géantes puisqu’elles n’ont plus alors cette capacité a extraire le
moment cinétique des régions plus centrales. L’ accélération des régions centrales semble donc inéluctable
dans le cas ou I’on ne considere que le transport de moment cinétique par les ondes internes de gravité.

Champ magnétique : dynamo de Tayler-Spruit

Cantiello et al. (2014) ont montré que les modeles d’évolution stellaire d’étoiles de faible masse (M~1.5M)
incluant un transport de moment cinétique par les instabilités hydrodynamiques (circulation et turbulence
de cisaillement) et le couple magnétique dii a la dynamo de Tayler-Spruit, ne peuvent pas expliquer la ro-
tation des géantes rouges jeunes ou les étoiles du clump. Pourtant, comme il 1’est souligné dans Cantiello
et al. (2014), la dynamo de Tayler-Spruit est un mécanisme diffusif fortement dépendant de la rotation dif-
férentielle mais pas autant que ne le prédisent Spada et al. (2016). Les modeles de Cantiello et al. (2014)
apportent une amélioration d’un facteur 10 pour la rotation du cceur des géantes par rapport au cas sans
champ magnétique, mais ils restent plus rapides d’un autre facteur 10 par rapport aux observations astéro-
sismiques. Sur la figure 4.19 sont représentés les différents cas envisagés, mais aucun d’entre eux ne permet
de reproduire les périodes de rotation observées.

Cependant le manque d’efficacité du champ magnétique pour le transport de moment cinétique est a
nuancer, la dynamo de Tayler-Spruit est une dynamo locale et ces modeles ne prennent pas en compte la
possible présence d’un champ magnétique a grande échelle dans ces régions. Fuller et al. (2015) ont montré
que I’observation des modes de gravité a la surface des géantes rouges peut étre perturbée par la présence
d’un champ magnétique. Les ondes de gravité, en oscillant de manieére quasi-horizontale sur des courtes
longueurs d’ondes, courbent les lignes de champ magnétique radiales et créent ainsi, lorsque 1’intensité
du champ magnétique est suffisante, une force de rappel assez importante pour supprimer une partie des
modes de gravité. Cet effet s’observe en particulier a la surface par la suppression des modes dipolaires
(I = 1s) lorsque le champ magnétique est supérieur a une certaine valeur critique. Les récentes analyses
astérosismiques de Stello et al. (2016) ont alors révélé un certain nombre de géantes dont les modes dipo-
laires sont absents. Ces observations semblent montrer qu’une majorité des étoiles suffisamment massives
pour avoir possédé un ceeur convectif sur la séquence principale posseéderaient un fort champ magnétique
en leur centre lors de 1’évolution en phase géante. La méthode utilisée ne permet de fournir qu’une valeur
limite inférieure mais les valeurs caractéristiques peuvent aller jusqu’a des champs magnétiques de I’ordre
de plusieurs millions de gauss pour des étoiles avec une masse M > 1,6M, ou lors des phases plus évoluées
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Profils de rotation - Champ magnétique : Post-séquence principale (1,5M;)
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FIGURE 4.19 — Evolution de la période de rotation en surface (noir) et au cceur de modeles d’étoile de 1,5M, extraits
de Cantiello et al. (2014).

(Cantiello et al. 2016). Des modeles utilisant un formalisme plus élaboré pour traiter I’effet du champ ma-
gnétique a grande échelle tels que développés par Mathis & Zahn (2005) ou Riidiger et al. (2015) pourraient
permettre de déterminer de maniere plus certaine I’importance du champ magnétique lors de ces phases.

Transport de moment cinétique par les modes mixtes

Belkacem et al. (2015b) ont étudié les effets des modes normaux (ou plus exactement, des modes
mixtes) sur la rotation au cceur des étoiles évoluées. Le moment cinétique peut, dans ce cas, étre transféré
par des échanges d’énergie entre 1’oscillation et le flot moyen et ainsi modifier le profil de rotation. Or, les
modes non-radiaux dans les étoiles évoluées présentent deux propriétés intéressantes :

1. Leur grande amplitude dans les régions externes et dans le cceur leur permet d’étre excités efficace-
ment par I’enveloppe convective et avoir un effet non négligeable dans les régions les plus centrales.

2. Leur amplitude peut étre contrainte par les données des satellites CoRoT et Kepler. 11 est donc pos-
sible de donner une estimation qualitative et quantitative de la quantité de moment cinétique qu’ils
transportent.

Sans rentrer dans les détails du formalisme assez complexe, pour prendre en compte I’interaction entre
les modes mixtes et le flot moyen, il faut d’abord déterminer les propriétés de ce dernier. En effet, non
seulement les ondes transportent du moment cinétique mais également de 1’énergie transférée sous forme
de chaleur et celle-ci doit étre prise en compte lors de la résolution de 1’équation du vent thermique 3.34
pour le calcul de la circulation méridienne résultante. En séparant les deux composantes, Belkacem et al.
(2015b) peuvent ainsi obtenir une quantité de moment cinétique extraite par les modes mixtes dans les
étoiles évoluées de faible masse.

IIs prennent en exemple le cas d’une étoile de 1,3 masse solaire lors de la phase sous-géante, au début de
la phase géante et plus haut sur la branche des géantes. A partir d’amplitudes de modes réalistes, contraintes
grace aux observations CoRoT ou Kepler, ils ont d’abord constaté que les modes mixtes extrayaient bien le
moment cinétique des régions centrales lors de ces phases. Mais ils montrent surtout que cette extraction
est négligeable dans le cas sous-géante et en bas de la branche des géantes et qu’elle est suffisamment
efficace pour contrebalancer les effets de la contraction stellaire lors des phases plus évoluées (en montant la
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branche des géantes). Dans ce dernier cas, les modes mixtes sont efficaces pour extraire le moment cinétique
jusqu’a la zone de combustion de I’hydrogeéne mais moins efficaces dans les régions plus centrales. Cette
accélération du cceur n’est pas attendue cependant les effets de I’extraction de moment cinétique localisé a
la couche de combustion de I’hydrogéne combiné a la circulation demanderaient a étre calculés.

4.3.4 Pré-Conclusion

On a vu dans cette partie I’importance et la difficulté & modéliser les processus de transport lors des
phases post-séquence principale. L’existence de données caractérisant la rotation interne des géantes et
sous-géantes permet de contraindre précisément 1’efficacité de la redistribution du moment cinétique, et
de maniere surprenante, cela rend d’autant plus difficile de trouver un processus adapté. Des travaux (Eg-
genberger et al. 2016; Spada et al. 2016) supposant un processus de transport additionnel ont permis de
contraindre les propriétés de ce transport de moment cinétique lors des phases suivant la fin de la séquence
principale. Ils montrent ainsi que le transport doit étre fortement dépendant a la rotation différentielle et
moins efficace que sur la séquence principale en valeur absolue.

Les instabilités hydrodynamiques sont les premiers processus a tester, ceux-ci dépendent bien de la
rotation différentielle mais agissent sur des échelles de temps bien supérieures et a des vitesses de rota-
tion plus importantes que lors des phases géante et sous-géante. Ainsi, les instabilités hydrodynamiques
seules ne sont pas capables, quelles que soient les prescriptions utilisées, d’extraire suffisamment efficace-
ment le moment cinétique du cceur stellaire en contraction pour permettre de reproduire les observations
astérosismiques des phases post-séquence principale.

Méme des processus tres efficaces sur la séquence principale perdent de leur efficacité sur ces phases
car la structure de I’étoile change rapidement, telles les ondes de gravité. Celles-ci permettent en effet
d’atteindre la fin de la séquence principale avec un profil quasi-plat mais dans leurs modeles intégrant un
transport de moment cinétique par les ondes internes, (Fuller et al. 2014) annoncent arriver a la fin de
la branche sous-géante avec un taux de rotation différentielle plus important qu’il n’est observé, sans pour
autant le quantifier. Cependant, les ondes internes de gravité restent capables d’extraire le moment cinétique
jusqu’a un rayon r ~ 0, 1R,. Ainsi, le moment cinétique accrété par le coeur d’hélium lors de la contraction
reste mineur comparé a un cas ou I’ensemble de la zone radiative est en rotation rapide.

De méme pour le champ magnétique, Cantiello et al. (2014) a montré que I’instabilité de Tayler-Spruit,
elle aussi tres efficace sur la séquence principale (voire méme trop efficace d’aprés Denissenkov et al.
(2010)) se révele incapable d’extraire suffisamment de moment cinétique des régions les plus centrales de
I’étoile pour reproduire les données astérosismiques (Mosser et al. 2012). Le taux de rotation différentielle
en bas de la branche des géantes est encore un peu trop important (6Q > 30 sur la figure 4.19) et ne fait
que croitre au fur et a mesure de 1’évolution.

Un autre processus de transport, cette fois inefficace lors de la séquence principale, a été proposé par
Belkacem et al. (2015b) et appliqué a des géantes dans Belkacem et al. (2015a). Celui-ci consiste a prendre
en compte le transport de moment cinétique et d’énergie par les modes mixtes dans I’intérieur stellaire. Ils
montrent que les modes mixtes sont négligeables lors des phases sous-géantes et au début de la branche de
géantes mais qu’ils deviennent un acteur important du transport lorsque I’étoile évolue le long de la branche
des géantes.

L’une des étapes suivantes consistera a combiner plusieurs de ces processus dont les efficacités ajoutées
pourraient permettre de reproduire les données astérosismiques. Un autre point concerne le traitement de
la rotation dans la zone convective qui devra également étre étudié¢ avec attention. La zone convective
concentre la majeure partie du moment cinétique et I’hypothese de mélange instantané n’est plus forcément
valide quand le temps de retournement n’est plus négligeable comparé au temps d’évolution (voir par
exemple Brun & Palacios 2009).

Les données astérosismiques elles-mémes sont a prendre avec un certain recul, étant donnée 1I’amplitude
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des oscillations relevées, nous n’avons acces qu’a une petite partie du spectre excité. De plus la rotation
rapide de ces couches centrales peut affecter les modes excités et I’analyse qui en est faite (Ouazzani et al.
2013).

Cette étude s’arréte a la branche des géantes car je n’ai pas été plus loin dans 1’évolution de ces étoiles,
cependant elle pourrait étre continuée sur des phases plus avancées, jusqu’au "clump" (e.g. Cantiello et al.
2014) ou mé&€me jusqu’au stade de naine blanche (e.g. Suijs et al. 2008). Les problemes liés a la redistribution
du moment cinétique ne s’arrétent pas la.

4.4 Annexe chapitre

4.4.1 Exploration des processus de transport et d’extraction du moment cinétique
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ABSTRACT

Context. Understanding the angular momentum evolution of stars is one of the greatest challenges of modern stellar physics.

Aims. We study the predicted rotational evolution of solar-type stars from the pre-main sequence to the solar age with 1D rotating
evolutionary models including physical ingredients.

Methods. We computed rotating evolution models of solar-type stars including an external stellar wind torque and internal transport
of angular momentum following the method of Maeder and Zahn with the code STAREVOL. We explored different formalisms and
prescriptions available from the literature. We tested the predictions of the models against recent rotational period data from extensive
photometric surveys, lithium abundances of solar-mass stars in young clusters, and the helioseismic rotation profile of the Sun.
Results. We find a best-matching combination of prescriptions for both internal transport and surface extraction of angular momen-
tum. This combination provides a very good fit to the observed evolution of rotational periods for solar-type stars from early evolution
to the age of the Sun. Additionally, we show that fast rotators experience a stronger coupling between their radiative region and the
convective envelope. Regardless of the set of prescriptions, however, we cannot simultaneously reproduce surface angular velocity
and the internal profile of the Sun or the evolution of lithium abundance.

Conclusions. We confirm the idea that additional transport mechanisms must occur in solar-type stars until they reach the age of the
Sun. Whether these processes are the same as those needed to explain recent asteroseismic data in more advanced evolutionary phases
is still an open question.

Key words. hydrodynamics — stars: magnetic field — stars: evolution — stars: pre-main sequence — stars: rotation — stars: solar-type

1. Introduction

Stars are born out of collapsing molecular clouds, which deter-
mine their masses, initial chemical composition, and initial an-
gular momentum (AM) content. It has become clear in the past
few decades that rotation can strongly influence the stellar evo-
lution (Endal & Sofia 1976; Maeder & Meynet 2000; Maeder
2009), which makes understanding the rotational evolution of
stars one of the greatest challenges in stellar physics.

Particular interest has been given to the rotational evolution
of solar-mass stars. Photometric surveys of open clusters and
stellar associations (see e.g. Bouvier et al. 2014, for a recent re-
view) provide a wealth of rotation periods from ages of 1 Myr to
the age of the Sun. The patterns revealed by the rotational peri-
ods indicate that a large dispersion exists among stars in the mass
range 0.9—1.1 M, during the pre-main sequence (PMS) that nar-
rows as they evolve, and converges towards a single peaked dis-
tribution by the time they reach an age of about 1 Gyr. The
main trends of the rotational evolution of solar-type stars through
the PMS, zero-age main sequence (ZAMS), and main sequence
(MS) can be described by considering three types of initial rota-
tion, as suggested by statistical analyses of the observed samples
(Irwin & Bouvier 2009; Gallet & Bouvier 2013): fast, medium,
and slow rotation.

Article published by EDP Sciences

Several models have been built to account for the ob-
served evolution of surface velocity (e.g. Endal & Sofia
1981; MacGregor & Brenner 1991; Krishnamurthi et al. 1997;
MacGregor 2000; Denissenkov 2010; Spada et al. 2011;
Charbonnel et al. 2013; Gallet & Bouvier 2015; Lanzafame &
Spada 2015), which all include three fundamental processes:
(1) a star-disc interaction phase, often modelled as a constant
surface angular velocity phase; (2) a coupling mechanism be-
tween the radiative interior and the convective envelope that reg-
ulates the angular momentum exchange between these two reser-
voirs during the evolution; and (3) a braking torque expression
that is due to the loss of angular momentum extracted by the
stellar winds and leads to a decrease of the surface angular ve-
locity mostly during the MS evolution. All these studies have
highlighted that the torque and the internal coupling processes
are important for reproducing the observations.

In the present paper, we extensively test the different pre-
scriptions available to date for both stellar wind torque and
the turbulence modelling within the self-consistent theoreti-
cal framework provided by Zahn (1992), Maeder & Zahn
(1998) and Mathis & Zahn (2004) to treat the internal trans-
port of angular momentum by meridional circulation and shear-
induced turbulence in 1.5D (Decressin et al. 2009, and reference
therein). These later internal processes successfully account in a
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consistent way for the rotational behaviour and the evolution of
the surface abundances of light elements for dwarf and subgiant
stars with masses above ~1.4 M., (the blue side of the so-called
lithium dip; Charbonnel & Talon 1999; Palacios et al. 2003).
However, their efficiency in transporting AM has been shown to
be too low in solar-type stars to reproduce the present-day so-
lar internal rotation as inferred from helioseismic data and the
Li abundance in solar type stars (Talon & Charbonnel 1998);
for these objects, additional AM transport processes may be re-
quired to better fit the data, such as internal gravity waves or
magnetic fields (Charbonnel & Talon 2005; Eggenberger et al.
2005). Despite this assessment concerning lithium and helioseis-
mology, AM extraction and rotation-induced mechanisms have
become the basic processes upon which more elaborate models
can be built (Talon & Charbonnel 2003; Lagarde et al. 2012;
Charbonnel et al. 2013). It is thus important to clarify their exact
efficiency and also, if possible, the more appropriate combina-
tion of prescriptions that should be used to model solar-mass
stars, in a similar way as Meynet et al. (2013) did for the case of
massive stars. Unlike massive stars, AM transport mechanism in
solar-like stars are driven by the surface extraction of AM. New
magnetic torque prescriptions have recently been developed and
have to be accounted for to find a more appropriate combination
of prescriptions.

We present the different formalisms that we test in Sect. 2
and recall the overall physics of the models in Sect. 3. Next, we
describe our reference model in Sect. 4 and then explore the pa-
rameter space in Sect. 5. In Sect. 6 we compare our results to
the recent bi-zone models by Gallet & Bouvier (2013, 2015).
Finally, we briefly compare our models to the additional con-
straints given by helioseismology and the surface abundances of
lithium in Sect. 7. A summary of our results and some perspec-
tives are given in Sect. 8.

2. Formalism
2.1. Disc coupling

A solar-mass star undergoes a global contraction during the first
few million years of its evolution. During this period the star
magnetically interacts with its circumstellar accretion disc, and
this interaction modifies the stellar angular momentum. The final
stellar velocity results from the balance between the increase of
AM from the accreted matter and the strong loss that can be due
either to accretion-powered stellar winds (Matt & Pudritz 2005)
or to the so-called disc-locking process (Koenigl 1991; Ghosh &
Lamb 1979).

While these mechanisms still lack an accepted physical de-
scription, it is observationally evident (e.g. Rebull et al. 2004,
and references therein) that this interaction is very effective dur-
ing the whole disc lifetime and compensates for the increase of
angular velocity that is due to the stellar contraction. In this con-
figuration, the star will, on average, maintain a constant angular
velocity as long as it is coupled with the disc. This is confirmed
by the analysis of rotation periods in young open clusters and
associations (Gallet & Bouvier 2013).

The duration of this period of coupling varies with both the
mass (Kennedy & Kenyon 2009) and the initial angular momen-
tum of the star. To evaluate the duration of this strong star-disc
interaction phase, it is necessary to rely on observations since
there is a degeneracy between the initial angular momentum con-
tent of the star and the disc-coupling time. A star with a large
initial angular momentum content that will maintain a coupling
with its circumstellar disc for a relatively long time is expected
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to undergo the same rotational evolution for the remaining evo-
lution as a star with a smaller initial angular momentum content
coupled to a shorter lived disc. Edwards et al. (1993) showed
that the observed rotation periods of stars in very young clusters
demand shorter disc lifetimes for fast rotators than for slow rota-
tors. This has been confirmed with more observational evidence
by Rebull et al. (2004) and Bouvier (2008).

In the present study, we assume a 2.5 Myr and 5 Myr star-
disc interaction for fast and medium or slow rotators, respec-
tively, based on observations (e.g. Bell et al. 2013). Throughout
this coupling, the surface rotation period is assumed to be
constant.

2.2. Stellar wind torque

For the past two decades, many different more or less complex
prescriptions of stellar wind braking have been developed. Since
Schatzman (1962) and Weber & Davis (1967), all the processes
playing a role in the coupling between wind-driven mass-loss
and the magnetic field have been extensively studied and im-
proved. In a general manner, the net torque exerted on the star
can be written as

/.

i MQ, 1%, (1)
where J is the total angular momentum of the star, M is the mass-
loss rate, Q, the average angular velocity, and ra the average
Alfvén radius. The most difficult term to constrain in this equa-
tion, which is also the most important one, is the Alfvén radius,
which depends on several parameters such as the stellar radius,
effective temperature, and magnetic field.

In the following, we present the different prescriptions we
used to evaluate their impact on the evolution of the surface ve-
locity and internal rotation profile of a single 1 M, star. All the
prescriptions detailed below are semi-empirical, based on the-
oretical and observational properties. Except for the expression
from Reiners & Mohanty (2012; detailed in part 2.2.3), they all
lead to a rotational evolution that follows the empirical relation-
ship of Skumanich (1972), Qg o r~'/2, beyond the spin-down
phase of the model stars (after at least 1 Gyr of evolution). We
calibrated the constants of each braking law so that it leads to
the solar rotation rate at the age of the Sun for a 1 My model
with our reference prescription. The constants are summarised
in Table 1. Figure 1 shows the torque evolution as a function of
the surface angular velocity on the main sequence for each of the
prescriptions.

2.2.1. Kawaler (1988) — Chaboyer et al. (1995a)

Kawaler (1988) derived a braking law that takes into account
the magnetic field strength and topology and the mass-loss rate.
The expression can easily be incorporated in stellar evolutionary
codes accounting for rotation (e.g. Pinsonneault et al. 1989)

2- . 1-(2n/3) —n/3
4 e e RY (M M
dt W Ro) \=107% My/yr! M,

(€3

Here, the angular momentum loss is directly related to the rota-
tion rate Q. It only depends on three parameters: the exponent a
that depicts the total magnetic field strength dependence on the
rotation rate (By = Kz (R/Re)™> Q4 with By the surface mag-
netic field strength and Kp constant) fixed equal to 1; the wind-
index factor n that varies with the magnetic field topology and is
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Fig. 1. Stellar wind torque as a function of the surface angular veloc-
ity for the different prescriptions as labelled in the plot. The parameter
values used in each case are given in Table 1.

Table 1. Parameters used for the prescriptions from Kawaler (1988)
and Chaboyer et al. (1995, K88), Matt et al. (2012, Matt12), Matt et al.
(2015, Mattl5), and Reiners & Mohanty (2012, RM12).

K88 Matt12 Matt15 RMI12
Ky=210% | K, =67 | K=5.10" | C=10¥
n=3/2 K, =0506 | m=022 | Qu =39
Qe =10Q, | m=0.17 p=17
x =10

typically assumed to be equal to 3/2 to reproduce the Skumanich
relationship; and the parameter Ky. The latter consists, in the
initial paper, of two components linked on one hand to the de-
pendence of the magnetic field generation to the convection zone
depth and on the other hand to the structure of the stellar wind.
It is here assumed to be a single constant that is calibrated to re-
produce the solar surface velocity at the age of the Sun. Taking
n = 3/2 simplifies the problem by suppressing the dependence
on mass loss rate, leading to

dJ R\ m\ '
& _gp0ive | el , 3
dt v Ro M, )

where Ky = 2.10% is calibrated in cgs units to reproduce the
solar case, and @ = 0 or 1 for a saturated or unsaturated magnetic
field, respectively.

Following Stauffer & Hartmann (1987), Chaboyer et al.
(1995) assumed that the magnetic field reaches saturation above
a certain value of the surface angular velocity. As a result, this
saturation modifies the braking law and the dependence of the
angular momentum loss on the rotation rate. It is not yet clear
whether this saturation is due to the saturation of the dynamo
itself or to coronal processes (Wright et al. 2011). However, the
magnetic field strength seems to stop increasing even if the star

still spins up (Vilhu 1984; O’dell et al. 1995) and a = 0 in the
expression of By. Equation (3) then becomes

a7 R 1/2 M -1/2

E = —ngggal (R_@) (M_O) for Q > Qsat (4)
aJ (R V20 4\ 712

= = Ky | — — for Q < Qqy, 5
a W (R@) M, or sat ©)

which is the formulation that we use in our stellar evolution code.

2.2.2. Matt et al. (2012)

Matt et al. (2012) proposed a braking law based on current 2D
magnetohydrodynamical (MHD) simulations for stellar winds.
They varied the magnetic field strength relative to the mass-loss
rate and surface gravity to derive the most complete stellar wind
torque formula available at the time for solar-type stars,

2 Sm+2
d_J P Kl B4m y ;szR Q _, (6)
26" M™ (K3 +0.512)
with u being the ratio of the surface velocity to the brake-up
velocity, and K, K, and m tunable (to a certain point) parame-
ters to fit the observations. The adopted values were taken from
Gallet & Bouvier (2013) and are given in Table 1.

We directly included a modified version of the BOREAS
subroutine (Cranmer & Saar 2011; Gallet & Bouvier 2013) in
our evolution code STAREVOL (see the Appendix for details
concerning the applied modifications to the original distributed
version of BOREAS) to obtain the mean magnetic field B = f.B.
at each time step, f; being the filling factor expressing the mag-
netized fraction of the stellar surface (Saar 1996). We had to re-
calibrate the expression of f, to reach the solar mass-loss value
at the age of the Sun for solid-body rotating models,

0.4

T IR P

)

with x being the normalised Rossby number! x = ot Zove

oty Tconv

With this expression, the magnetic field reaches a saturation
threshold for Qg ~ 10—15Q.

We also used the mass loss accounting for magnetohydro-
dynamic turbulence and Alfvén waves that is an output of the
BOREAS routine. We accounted for mass loss from the end of
the disc-coupling phase during the pre-main sequence to the end
of the main sequence considering that the mechanisms responsi-
ble for mass loss remain the same during these phases.

As shown by Gallet & Bouvier (2013), Eq. (6) combined
with the prescriptions of Cranmer & Saar (2011) as computed
with the modified BOREAS routine allows reproducing the ob-
served rotation periods well in the validity domain of Cranmer
& Saar (2011)’s work, which is in particular the case of stars of
about 1 M. Van Saders & Pinsonneault (2013) extended the ap-
plication to more massive stars (1.1-1.5 M) by combining this
prescription with the mass-loss rate of Wood et al. (2005).

2.2.3. Reiners & Mohanty (2012)

Reiners & Mohanty (2012) introduced a formalism in which the
magnetic field strength is accounted for as directly depending

Teonv and Teony, are determined as a function of the effective temper-
ature as in Cranmer & Saar (2011).
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on the Rossby number in the unsaturated regime (while it is
the magnetic flux that depends on the Rossby number in the ap-
proach of Matt et al. 2012),

dJ R0\
5 - _C(W) Q for Q > Qqy, (®)
dJ RK’ 1/3 Q 4
@ =<lin) (o) mo<ou v
sat
with
5( BY \
_ = crit
3 (GZKéM]

being a constant because each parameter on the right-hand side is
assumed to adjust to keep the overall product constant through-
out the evolution.

The main consequence of this change of paradigm is a torque
that strongly depends on the stellar radius (dJ/df o« R'9/3!) and
hence on the stellar mass and evolutionary stage. As shown in
Fig. 1, the saturation value is reached at a very low rotation rate,
which drastically changes the behaviour of surface rotation rate.
The extraction of AM can be one order of magnitude higher for
rotation rates between 1 and 10 times the solar value with this
braking law.

This prescription shows some important weaknesses in re-
producing the rotation rates of stars in open clusters as a function
of mass, as shown by Reiners & Mohanty (2012, their Fig. 4). At
the age of the Hyades, they obtain in particular a decrease of Py
with decreasing mass for M > 0.3 M, which contradicts obser-
vations. Reiners and Mohanty interpreted this discrepancy as the
result of a possible core-envelope decoupling that would be pro-
portional to the size of the radiative core (which increases with
increasing mass at a given age). To test this hypothesis, we used
this prescription for the stellar wind torque in our self-consistent
differentially rotating 1 M models.

2.2.4. Matt et al. (2015)

The main improvement reached by Matt et al. (2015) over Matt
et al. (2012) is to highlight the Rossby number as a critical pa-
rameter, which was first reported by Soderblom (1985) and Vilhu
& Moss (1986). Compared to Matt et al. (2012), Matt et al.
(2015) expressed the torque as a simple function of mass, ra-
dius, angular velocity, and turnover timescale of the convective
envelope”. Starting from a general expression of the torque from
Matt et al. (2012),

dJ ~ dJ M, -m R, Sm+2 B, 4m M* 1-2m Q, (10)
dt \dr),\Ms) \Re Bs) \M, Q)
they expressed the more uncertain terms, namely M, and By, as

a function of the Rossby number. This results in some equations
according to the regime of the magnetic field (saturated or not),

d LT p+l

d_‘t] = _‘7‘0(:;2@) (Q_;) — unsaturated, (11)
dJ Q

y. —77))("(9—;) -, saturated, (12)

2 Determined as a function of T, as in Cranmer & Saar (2011).
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with

3.1 0.5
R, M, 2
To=K m’ 13
0 (R_@) (Mo) Y (13)

where y = /1 + (4/0.072)? comes from Eq. (8) of Matt et al.

(2012), and u has the same meaning as above. y = R:i is a con-
stant. Considering that for Ro < Rog, the magnetic activity stops
increasing and saturates at an approximately constant value. The
calibrated values of the parameters K, p,m and y are given in

Table 1.

2.3. Transport of angular momentum in the stellar interior
2.3.1. Global equations

We treated the angular momentum evolution from the first model
on the PMS following the formalism developed by Zahn (1992)
and Maeder & Zahn (1998). This formalism assumes a strong
anisotropy in turbulence, the horizontal turbulence (i.e. along
isobars) being much stronger than the vertical one (i.e. per-
pendicular to the isobars), thus enforcing a shellular rotation.
The transport of AM in the stellar interior follows the advec-
tion/diffusion equation,

d 1 0 10 0Q
Py (PQ) = S35 (or*QUy) + ~a (r“pva),

where p, r, vy and U, are the density, radius, vertical component
of the turbulent viscosity, and the meridional circulation velocity
on a given isobar, respectively.

This equation applies to radiative regions, while convective
zones are assumed to rotate as solid bodies. The torque discussed
in the previous section is applied at the upper convective bound-
ary (see Palacios et al. 2003),

(14)

R 1
2 Qf pdr| = —=r*pQU + Fq forr=r
ot " 5

where ¥ is the torque, and 7; is the radius at the lower edge of
the convective envelope.

By integrating the angular momentum transport Eq. (14)
over the surface of radius r,, 7., being the radius of the inner
convective zone boundary, we obtain a flux equation,

Ftot = FS(rcz) + FMC(rcz)y (15)
with

dJ. 40
Fs(re) =~ s —privs (16)

the flux carried by shear-induced turbulence from the radiative
zone to the convective envelope, and

dJmc 1
|l T -gprngU rer
the flux carried by meridional circulation. A detailed derivation
of the AM fluxes is given in Decressin et al. (2009) as part of a
set of tools for assessing the relative importance of the processes
involved in AM transport in stellar radiative interiors.

Equation (14) is complemented by the evolution equation for
the relative mean molecular weight variations over an isobar A =
alp,
dA  dlng

dt de

Fyve(re,) = a7

r=re,

2
6
= _—ﬂUr - —2VhA,
ge r

(18)
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Table 2. Different prescriptions used for the turbulent diffusion coeffi-
cients in our models.

Prescription Dy=w

Mathis et al. (2004) ry|[crQRv; - et

(MPZ04) with @ = 1 20r9)
andC=1.6x107°
Zahn (1992) 2V, —aUil
(Zahn92) with G = 1
Prescription D, =v,
Ric o\
Talon & Zahn (1997) R (r2)
(TZ97) with Ric = 0.25

Maeder (1997)
(Maeder97)

- S ( 97 (y dnQ )2
energ g5 [gV;ﬁ(Vad*de)] 32 dinr

: _ dac T"Vy

with K = 3¢ o5
din

=landy = ( p) =1
fenerg @ ding )pr

where i is the mean molecular weight over an isobar, vy, is the
diffusion coefficient associated with the horizontal shear insta-
bility, and N, the chemical part of the Brunt-Viisilid frequency
is given by th = (gp/Hp)V, with V, = dlnji/0ln P.

2.3.2. Turbulence modelling

As in Zahn (e.g. 1992), the shear turbulence in the horizontal
and vertical directions is represented as a diffusive process. We
assumed that the diffusion coefficients are well represented by
the viscosities, that is, Dy = vy and Dy, = vy.

Several prescriptions exist for these viscosities, and we ex-
plored the effect of four different prescriptions on the angular
momentum evolution of a 1 My model. These prescriptions are
summarised in Table 2, and we refer to the associated papers for
more details on how they were derived.

For the vertical diffusion coefficient, the prescription of
Talon & Zahn (1997) has been used for all the rotating models
computed with the STAREVOL code so far (Palacios et al. 2003,
2006; Decressin et al. 2009; Lagarde et al. 2012), while the pre-
scription of Maeder (1997) has been systematically used for the
rotating models computed with the Geneva code (Eggenberger
etal. 2012; Georgy et al. 2013). Meynet et al. (2013) have shown
that the choice of the turbulent transport prescriptions may dra-
matically affect predictions for the structural, chemical, and rota-
tional evolution of massive stars, but they were unable to clearly
determine a best combination for fitting the observational chem-
ical constraints. In Sect. 5 we discuss this in a similar way within
the framework of the rotational evolution of solar-type stars.

2.4. Transport of chemicals

The transport of chemical species in radiative region is com-
puted as a purely diffusive process (Chaboyer & Zahn 1992)
but accounts for vertical advection and a strong horizontal dif-
fusion. For a chemical species i, the concentration c¢; follows the
equation

dc; 1 0 2 aci
— =¢+——|pr'Das) 1
a € +pr2 or (pr ttc?r) a9

Table 3. Parameters and assumptions of the different models computed
in this study.

Initial Py, Vh Vy Braking law  Ref.
DL time prescrip. | prescrip.
7 days MPZ04 TZ97 Matt+15 Is
5 Myr MPZ04 | Maeder97 Matt+15 2s
Zahn92 TZ97 Matt+15 3s
Zahn92 | Maeder97 Matt+15 4s
MPZ04 TZ97 R&M 12 Ss
MPZ04 TZ97 Matt+12 6s
MPZ04 TZ97 K88 7s
SB SB Matt+15 8s
MPZ04 TZ97 GB13 9s
3.7 days MPZ04 TZ97 Matt+15 1m
5 Myr MPZ04 TZ97 R&M 12 Sm
MPZ04 TZ97 Matt+12 6m
MPZ04 TZ97 K88 7m
SB SB Matt+15 8m
MPZ04 TZ97 GB13 9m
1.4 days MPZ04 TZ97 Matt+15 1f
3 Myr MPZ04 | Maeder97 Matt+15 2f
Zahn92 TZ97 Matt+15 3f
Zahn92 | Maeder97 Matt+15 4f
MPZ04 TZ97 R&M 12 5f
MPZ04 TZ97 Matt+12 6f
MPZ04 TZ97 K88 7f
SB SB Matt+15 8f
MPZ04 TZ97 GB13 of

References. MPZ04 refers to Mathis et al. (2004), TZ97 to Talon &
Zahn (1997); Matt+15 to Matt et al. (2015); Matt+12 to Matt et al.
(2012); R&M 12 to Reiners & Mohanty (2012); and GB13 to Gallet &
Bouvier (2013). SB is for solid-body rotation.

with Dy, = Deg + Dy, the total diffusion coefficient, D.g given by

Iru(n)P
_ , 20
30Dy 20)
where D, and Dy, were defined previously (see Table 2). Finally,
the term ¢; refers to the temporal evolution of the concentration
of chemical species i due to nuclear burning.

eff

3. Physics of the models

For all the models reported in Table 3, the basic input physics
(equation of state, nuclear reaction, opacities) can be found in
Lagarde et al. (2012). The initial abundances and mixing length
parameter are calibrated without microscopic diffusion to re-
produce a non-rotating Sun with respect to the Asplund et al.
(2009) solar mixture with a 10~ precision for luminosity and
radius at the age of the Sun. We used a mixing length parameter
a. = 1.7020, an initial helium abundance Y = 0.2689, and an
initial metal abundance Z = 0.0134. These values differ slightly
from Lagarde et al. (2012) because we included a non-grey at-
mosphere treatment based on Krishna Swamy (1966), which bet-
ter agrees with observations for Sun-like stars (e.g. Vandenberg
et al. 2007).

In addition to the treatment of transport and loss of angular
momentum and mass as described in Sect. 2, we included the
modification of the effective gravity by the centrifugal forces and
its effect on the stellar structure equations following Endal &
Sofia (1976). This effect is slightly visible on the evolutionary
track in the Hertzsprung-Russell diagram when the stars rotate
fast. Rotation can have a non-negligible impact on the effective
temperature for the fastest rotators around the ZAMS.
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Fig.2. Evolution of the angular velocity as a function of time for
the reference models. Plotted on the left as the rotational periods in
days and during the right as the angular velocity in solar units with
Qo = 2.86 X 107% 57!, Each cross represents a measurement for a star
belonging to an open cluster whose age has been taken from the liter-
ature. All observational data are taken from Gallet & Bouvier (2015,
and references therein) except the “OD” black frame between 8 and
10 Gyr, which corresponds to photometric data for stars observed with
the Kepler satellite that belong to the disc of the Milky Way (McQuillan
et al. 2013). Solid lines show the evolution of surface rotation for the
slow (magenta), medium (green), and fast (blue) rotating models, while
short dashed lines represent the associated averaged angular velocity of
the radiative interior.

4. Reference model

The statistical analysis of the distributions of rotation periods
in open clusters and associations from 1 Myr to 2.5 Gyr per-
formed by Gallet & Bouvier (2013, 2015) focuses on three types
of rotators: the slow, medium, and fast rotators, associated to the
25th, 50th, and 90th percentiles of the statistical sample in each
of the clusters. We focused on the same types of rotators and
defined our reference models as those that reproduce their evo-
lutionary paths, as shown in Fig. 2. They are labelled 1s, 1m,
and 1f in Table 3. They are characterised by the following set
of prescriptions: Matt+15 for the stellar wind torque, TZ97 for
vy, and MPZ04 for v,. We preferred the Matt+15 prescription
for the torque over the formulation of Matt+12, even though
the latter directly takes into account magnetic field and mass-
loss rate, precisely for sake of the consistency. Those are multi-
dimensional processes that are still implemented in 1D models
with many uncertainties. We show in Sect. 3 that both fit the ob-
served rotation periods, but we prefer a simpler approach that
includes fewer uncertain processes to ensure that we will not
miss any effects.

4.1. Evolution of surface angular velocities

Figure 2 shows the surface angular velocity evolution (in terms
of rotation period) as a function of time for the three reference
models (1s, 1f, and 1m) as solid lines. Depending on their ini-
tial velocity, these models present very different behaviours, but
they are qualitatively similar to those obtained by Krishnamurthi
et al. (1997). The slow and medium rotators (models 1s and 1m)
experience a stronger stellar wind braking related to their initial
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angular momentum during the early evolution than do the fast ro-
tator (model 1f) towards the age of the present Sun. We also ob-
serve a convergence of the averaged rotation rate of the radiative
interiors (dashed lines); this result is similar to previous work
done with a slightly different treatment of AM transport (e.g.
Pinsonneault et al. 1990). Consequently, all the models reach the
age of the Sun with the same total amount of angular momentum
independently of their initial content. We detail the evolution of
the radiative region angular velocity profile to understand which
processes are involved.

4.2. Rotation profile and differential rotation

Figure 3 shows the evolution of the internal angular velocity
profiles as a function of the mass coordinate for our reference
models 1s (left), 1m (central), and 1f (right). We observe that
for the special combination of braking and transport prescrip-
tions adopted, all the models end with the same rotation profile
(long-dash-dotted cyan profile), regardless of their initial angu-
lar momentum content. In all three cases, the differential rotation
first increases (the core spins up) during the PMS evolution up
to 45 Myr due to the contraction of the stars as they evolve along
the Henyey track. Beyond 45 Myr, the core spins down in all
models as a result of the meridional circulation that extracts AM
from the core to compensate for the loss generated at the surface
by the torque (see right panels of Fig. 4 and below). The main
difference between the three cases is the efficiency of the merid-
ional circulation, which adjusts to the intensity of the torque:
the larger the torque (for the fast rotators), the larger the angular
velocity gradient and the more efficient the meridional circula-
tion. Moreover, since the efficiency of these angular momentum
transport processes is proportional to the surface angular veloc-
ity, we observe a weak coupling between the radiative core and
the envelope in models 1s and 1m at the same epochs (radiative
interior rotating on average much faster than the convective en-
velope; see solid and dashed lines). Thus, the surface velocity
evolution is already shaped by the torque before the stars reach
the ZAMS (at =60 Myr), leading to their early spin down.

In contrast, the fast rotating model strongly couples the ra-
diative and convective zone as long as the star contracts (spins
up), and the internal angular momentum is carried outward.
During these early phases, model 1f is in the saturated dynamo
regime. At its arrival on the ZAMS, the star stops spinning up
and the surface is strongly braked on a relatively short timescale.
The surface velocity is divided by a factor of 10 in 200 Myr, un-
til the star spins down enough to enter the unsaturated-dynamo
regime and further decreases by another factor of 10 for the fol-
lowing 4.3 Gyr.

For clusters older than the Hyades (beyond ~700 Myr), the
observed distributions of rotation periods strongly narrow.

By the time the models reach 1 Gyr, the torque has become
much less efficient and the angular velocity profile of the fast
rotator is similar to that of the median and slow rotators. The
three models later follow the same evolution, which is dictated
by the meridional circulation and shear turbulence until the age
of the Sun. The surface angular velocity and the total angular
momentum content of the slow, medium, and fast rotators are
similar beyond 1 Gyr. The angular velocity profiles also share a
similar shape and evolution in all three cases.

4.3. Transport of AM

Here we examine the processes that drive the internal transport
of AM in our reference models. To do so, we followed the di-
agnostic procedure proposed by Decressin et al. (2009), which
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Fig. 3. Angular velocity profile of the reference models at different epochs (solid: 10 Myr; dotted: 45 Myr; dashed: 100 Myr; dot-dashed: 250 Myr;
long-dashed: 1 Gyr; long-dash-dotted: 4.57 Gyr) as a function of the relative mass fraction. The left, central, and right plots correspond to cases

with slow, medium, and fast rotation (models 1s, 1m, and 1f).
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Fig.4. Angular momentum fluxes carried by meridional circulation
(dashed red), shear (dotted blue), and the total flux (solid black) in the
fast and slowly rotating models (top and bottom, respectively). Hatched
areas in all plots indicate the convective regions.

relies on the analysis of the AM fluxes associated with each
transport process that is accounted for. The transport of angu-
lar momentum is mainly driven by the meridional circulation as
long as the star is rotating relatively fast (above the saturation
value), as shown in the left panels of Fig. 4, and this indepen-
dently of the initial velocity. After the ZAMS (=60 Myr), in
all cases meridional circulation weakens because the star does
not contract any longer and the surface velocity has already de-
creased. Angular velocity gradient increases at the base of the
convective envelope, leading to a predominance of the shear tur-
bulence over the meridional circulation in this region. For the
slower rotators, the shear turbulence takes over the transport of
AM in the outer radiative zone below the envelope and efficiently

extracts (acting along the angular velocity gradient) the angu-
lar momentum, ensuring a continuous decrease of the surface
angular velocity from the ZAMS until the age of the Hyades
(=700 Myr; see lower panel in Fig. 4). On the other hand, in the
fast rotator, the meridional circulation is very efficient as long as
the star contracts (2 orders of magnitude larger than in the slow
rotator) and efficiently couples the interior to the convective en-
velope up to the ZAMS. Beyond this age, its efficiency decreases
rapidly, and the shear generated by the torque dominates below
the convective envelope, although it is not sufficient to maintain
an efficient transfer of AM from the core to the envelope.

The overall transport of AM by these processes tends to be-
come less efficient as the star evolves on the main sequence as a
result of the decrease of the angular velocity gradient and of the
torque.

Around the age of the Sun, some very tight reversals of the
circulation that are due to the turbulence at very slow rotation
rate appear close to the convective envelope bottom. The earlier
evolution is dominated by an outward loop carrying angular mo-
mentum from the core to the surface to compensate for the loss
that is due to stellar wind.

5. Exploring the physical parameter space

The description of our reference models points out the different
roles played by the meridional circulation, the shear turbulence,
and the torque in shaping the internal angular velocity profiles
throughout the evolution. As indicated in Table 3 and Sect. 2.2,
several prescriptions exist to account for the transport of AM
in the radiative interiors and to describe the stellar wind torque
exerted at the surface. In this section, we analyse the effect of
the prescription choice on the angular velocity and momentum
evolution in solar-mass models. To do so, we use the set of diag-
nostic tools developed by Decressin et al. (2009).

5.1. Transport of angular momentum in the stellar interior

Within the paradigm described by Zahn (1992) for the transport
of angular momentum in radiative regions, several prescriptions
have been developed to describe the shear turbulent viscosity
in both the horizontal and vertical directions. While different
groups prefer different combinations according to the type of
stars studied, it was not until the study by Meynet et al. (2013)
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Fig. 5. Same as Fig. 2 for fast and slow rotator models computed with
four different transport prescriptions. Among the slow rotators models
1s, 2s, 3s, and 4s correspond to the tracks from top to bottom for an age
of 500 Myr. The fast rotating models 1f, 2f, 3f, and 4f follow he same
order for an age of 60 Myr. The description of the physics used in each
of these models is given in Table 3.

that the actual impact of choosing a specific combination of pre-
scriptions on the evolution (structural, chemical, and rotational)
was explored. These authors modelled massive stars (9—40 M)
and showed large differences in the HR diagram, the evolution
of surface chemical abundances, and the rotational evolution.
However, the available observational data did not allow them to
favour one of the combinations.

Here we analyse the effect of two different prescriptions for
both v, and for v, on the rotational evolution of a 1 M, model.
The overall effect on the surface and internal averaged angular
velocity is shown in Fig. 5.

5.2. Effect of the prescription for vertical shear

We first compare models with the MPZ04 prescription for Dy,
but with different prescriptions for the vertical shear (TZ97 or
Maeder97). The use of the Maeder97 prescription (given in
Table 2) for v, hinders the development of the vertical turbu-
lent shear instability in a larger portion of the radiative interior,
and the shear only contributes very little to the transport of AM
throughout the evolution. For the slow rotator (model 2s in Fig. 5
and top panel in Fig. 6), this leads to a sharp decrease of the sur-
face angular velocity from the ZAMS after the contraction of
the star has stopped and the meridional circulation is weaker.
Between 100 Myr and 1 Gyr, the efficiency of the meridional
circulation to transport AM remains almost constant in the inner
radiative zone and ensures the transport of AM from the core to
the envelope to compensate for the extraction of AM at the sur-
face by the stellar wind torque. Therefore this leads to an almost
constant surface angular velocity over this period of time.

For the fast rotators (model 2f in Fig. 5 and lower panel in
Fig. 6), on the other hand, the prescription of v, has a very weak
influence on the surface velocity because the transport is always
dominated by the meridional circulation, which is of similar am-
plitude as in the reference model. The weak effect of the vertical
shear diffusion prescription on the AM evolution also appears
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Fig. 6. Effect of modelling the vertical turbulent shear diffusion coeffi-
cient D, on the angular velocity profiles. Same as Fig. 3 for models 2s
(dashed lines) and 1 (solid lines) in the top, and for models 2f (dashed
lines) and 1f (solid lines) in the bottom panels. The description of the
physics used in each of these models is given in Table 3.

when looking at the evolution of the total specific angular mo-
mentum as a function of time shown in Fig. 10 (dotted line, left
panel).

5.3. Effect of the prescription for horizontal turbulence

The effect of the choice of the prescription for the horizontal
shear turbulence is much more obvious: in Fig. 5 the two models
with v, from Zahn92 (models 35,3 f,4s, and 4f ) present a very
high ratio Qinterior/ Qsurface compared to the models 1s (resp. 1f)
and 2s (resp. 2f) computed with v, from MPZ04 (see Table 3).
Using the expression of Zahn92 for v, leads to a meridional
circulation that is overall slower than for v, of MPZ04.
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The turbulence can develop and disturb the meridional circu-
lation in the radiative interior if the Richardson criterion is ful-
filled. In our reference model, the circulation is strong enough
to keep its original shape even in presence of shear turbulence,
but this is not always the case. Thus, in models 3s(f) and 4s(f),
using vh zann92, the angular velocity profiles are much steeper, as
shown in Fig. 7, and trigger a much stronger mean shear-induced
turbulence. The loop that was carrying AM outward then breaks
into several reverse cells as soon as the Richardson criterion is
fulfilled (shown in Fig. 8) and annihilates AM transport locally.
Consequently, a break appears in the angular velocity profile that
can be seen in Fig. 7 around 0.3 M, (resp. 0.2 M,) at 1 Gyr and
around 0.5 M, (resp. 0.4 M,) at the solar age for the slow (resp.
fast) rotator.
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Fig. 8. Same legend as Fig. 4 for two slow rotators at 1 Gyr computed
with vy, from MPZ04 (left) and Zahn92 (right).

In addition, the surface velocity at the ZAMS and during
the early evolution on the main sequence is lower than in the
reference models, leading to a less efficient torque (which is
directly proportional to the surface angular velocity) and to a
global larger amount of specific angular momentum when the
star reaches the age of the Sun (see Fig. 10).

5.4. Stellar wind torque

We now explore the effect of the stellar wind torque prescriptions
on the overall angular momentum and angular velocity evolution
of solar-mass stars.

First, we calibrated each of the prescriptions detailed in
Sect. 2.2 to reproduce the surface angular velocity of the present
Sun at 4.57 Gyr. To do so, we calibrated one parameter, C, K
and Ky for breaking laws of R&M12, Matt+12, and K88, re-
spectively. Second, we adjusted a second parameter’ to adjust
the data in younger clusters, if possible. The obtained values are
given in Table 1, and for every model with a given braking law,
the same set of parameters was used, regardless of the initial an-
gular momentum content.

Figure 9 presents the evolution of the surface rotation for
slow, medium, and fast rotators with different torque prescrip-
tions, but with the same internal AM transport description
(MPZ04, TZ97).

We note that in all cases, the mean angular velocity of the
radiative core reaches the same rotation period, regardless of the
stellar wind torque prescription used, as shown in Fig. 10.

RM12

The surface rotation evolution using this prescription is com-
pared to the reference models in the upper row of Fig. 9. The
strong radius dependency of the breaking law reported in Reiners
& Mohanty (2012) explains the very high loss of angular mo-
mentum observed in Fig. 11 (5f track in the upper right panel)
during the PMS, when the star is still contracting. The angu-
lar velocity increases very slowly during the PMS compared
to the reference model, and sharply drops at the ZAMS. As soon
as the velocity drops below the saturation value (Qgurmi2 =
3Qy), the extraction of angular momentum almost stops and
the surface angular velocity evolution stabilises to converge to
Q1) o 1792 (see Eq. (9)).

Qqar, m and Qg for R&M 12, Matt + 12, and K88, respectively.
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Fig. 9. Same legend as Fig. 2 with different braking laws than in our reference model. The references of the models are given in Table 3. The

reference model corresponds to the black tracks.

Matt+12

The surface rotation evolution using this prescription is com-
pared to the reference models in the middle row of Fig. 9. The
angular velocity evolution of fast rotators is the same as in the
reference model, despite the absence of explicit saturation value
in Matt+12 prescription. It appears in the BOREAS routine as
an asymptotic regime of the magnetic field filling factor f that
is perfectly mimicked by the saturation coefficient y we took
for the reference model using Matt+15 prescription. A differ-
ence appears around the ZAMS for slow rotators, and because
of this difference of saturation, models with the torque accord-
ing to Matt+12 reach higher rotation periods. Nevertheless, the
discrepancy remains very small and as we lack data for these
ages, there is no real constraint to determine which one is better.

K88

The surface rotation evolution using this prescription is com-
pared to the reference models in the lower row of Fig. 9. Both
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slow and medium rotators braked with K88 behave as the ref-
erence model in the unsaturated regime. Still, to obtain a solar
surface angular velocity at the age of the Sun, we need to take a
high Ky value. The extraction of angular momentum is therefore
three times higher at the ZAMS than for the reference model (see
right panel of Fig. 11). This strong braking prevents the models
from achieving rapid rotation at the age of the Pleiades with the
K88 torque. This result is similar to what was obtained in previ-
ous work (e.g. Pinsonneault et al. 1989).

6. Comparison to bi-zone models

In this section we compare our predictions with those of the bi-
zone models of Gallet & Bouvier (2013). Their approach splits
the star into two regions, each of them rotating as a solid body.
The external region corresponds to the convective envelope, the
inner region to the inside layers of the star (including the ra-
diative region and, if exists, the convective core). Exchange of
AM between these two zones is assumed to occur at a given rate
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the torque prescriptions.

along the whole evolution. The empirical coupling timescale is
constrained to reproduce the observed surface rotation periods.

For a comparison between the two approaches, we deduced
a coupling timescale between the convective envelope and the
rest of the star for our full evolutionary models. This is possi-
ble thanks to the determination of the angular momentum flux
transferred by meridional circulation and shear turbulence be-
tween the external convective region and the radiative part of the
star (see Eq. (15) in Sect. 2).

This flux was then introduced into the formulation of
MacGregor & Brenner (1991) to determine a timescale,

1

Te = AT X —, 2D
tot

where

AJ = [conv-]rad - [radjconv , (22)

I, rad T I conv

with Leonvs Jeony and Irag, Jrag being the inertial and angular mo-
mentum of the convective envelope and radiative zone (and if
exists, the convective core).

Because the amount of AM that is transported is mainly
dominated by the meridional circulation, its corresponding
timescale is two orders of magnitude shorter than the one as-
sociated with diffusive turbulence. The timescales associated
with both meridional circulation and shear turbulence are much
longer than the constant coupling time-scale used in bi-zone
models (e.g. Gallet & Bouvier 2013, 2015). These models are
calibrated to reproduce the open cluster observations and the
surface velocity, the total angular momentum, and the mass-loss
rate of the present Sun. The assumed coupling does not neces-
sarily depend on time, rotation rate, or differential rotation rate.

To properly compare our models to the bi-zone models of
Gallet & Bouvier (2013, 2015), we computed a slowly rotat-
ing model with exactly the same braking law as described in
Table 2 of Gallet & Bouvier (2013; model 9s), and a bi-zone
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Fig. 11. Same as Fig. 10 for the evolution of the ratio between the total
angular momentum and the angular momentum loss due to wind alone
(disc-coupling loss not accounted for).

model with the same parameters for the torque and for the cou-
pling timescale as in Gallet & Bouvier (2013), but based on the
structural evolution of our STAREVOL models (model GB13)*.

Thus, the only differences between the two models are the
transport of angular momentum in the radiative core and the ex-
change with the convective region. The evolution of the surface
velocity of these models as a function of time is shown in Fig. 12.
Model 9s solves a self-consistent time-dependent AM exchange
between the radiative interior and the convective envelope, with
an evolving associated timescale, while the GB13 model as-
sumes a constant transfer of AM between the interior and the
convective envelope, leading to a constant timescale through-
out the evolution, as shown in Fig. 13. This can qualitatively
be transcribed as a forced transfer of AM from the radiative
to the convective region that changes the surface velocity and
therefore the angular velocity-dependent AM extraction at the
surface, while in our self-consistent model the AM extraction
triggers the AM transport below the convective region and thus
changes the core-envelope coupling.

At the very beginning of the evolution, when the star is still
coupled to its disc but is already partially radiative, the forcing
of the disc on the stellar surface leads to a very strong merid-
ional circulation, and the corresponding AM transport timescale
is very short compared to the rest of the evolution. After the star
decouples from the disc, the forcing stops and the AM trans-
fer timescale increases sharply. Beyond this point, the cou-
pling timescale in model 9s(f) is always much longer than the
timescale assumed in the bi-zone model GB13 (fast or slow). On
the MS the structure of the star stabilizes and the core-envelope
coupling follows both the evolution of the surface angular veloc-
ity and the differential rotation. We can note that the fast rotators
experience a much stronger coupling during the whole evolu-
tion. This is especially evident around 200 Myr when the star is
still a fast rotator and the differential rotation quickly increases
because of the strong braking that slows down the surface. Since

4 In Gallet & Bouvier (2013), the evolution of the structural quantities,
e.g. M, R, inertia momenta, are taken from Baraffe et al. (1998) grid.
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both the absolute and the differential rotation rate play a role in
the efficiency of AM transport, the coupling timescale reaches
a minimum. Even though the convective and radiative regions
of the fast rotator are more strongly coupled than for the slow
rotator, the coupling timescale remains more than one order of
magnitude higher than the constant coupling timescale set for
the two-zones model.

Figure 14 shows the extraction of angular momentum by
magnetized winds in both cases. As expected, the evolution is
similar during the PMS because the evolution of angular ve-
locity is driven by structural effects that are identical in both
models. After the star stops contracting, the internal angular
momentum transport becomes relevant and a difference appears
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between the two models. As more AM is brought to the surface,
the angular velocity is higher with a stronger coupling in model
GB13. When the angular velocity is higher for the same struc-
ture, the extraction by the winds is stronger during this phase
and pumps out most of the radiative core AM reservoir. All the
AM brought to the convective region is immediately removed by
stellar winds because a certain equilibrium is reached between
the core-envelope coupling and the surface extraction. Around
1 Gyr, the model with GB13 parameters rotates almost as a solid
body, the transfer of AM from the core to the external envelope
becomes very weak and causes the radiative core to rotate at the
same angular velocity as the convective region. At the same time,
model 95 loses AM faster, but the rate is still two orders of mag-
nitude lower than at the ZAMS. All the AM loss that matters for
the AM content at the age of the Sun occurs before 1 Gyr.

7. Discussion with respect to additional constraints
7.1. Constraint on internal rotation from helioseismology

Asteroseismology, and more specifically helioseismology, has
delivered very accurate data that allow probing the internal struc-
ture of stars. Thompson et al. (1996) showed that the solar ro-
tation profile can be inverted deep in the radiative zone, down
to about 0.2 Ry, using the information carried by the rotational
splitting of high-order low-degree p-modes. More recently, and
as shown in Fig. 15, Garcia et al. (2011) used rotational splitting
of candidate g-modes to deduce the rotation profile of the Sun
in its very core, below 0.2 Ry. The p-mode analysis shows that
the Sun is rotating almost as a solid body in the radiative region
down to about 0.2 Ry, while candidate g-modes seem to indi-
cate an increase of the angular velocity from ~430 nHz to 2 uHz
in the innermost regions. This latest result is still debated, how-
ever. We here neglect a number of AM transport processes that
are expected to modify the angular velocity profile in the radia-
tive interior (Charbonnel & Talon 2005; Eggenberger et al. 2005;
Charbonnel et al. 2013), so that we do not expect our models
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to fit the helioseismic profile. When plotted against helioseis-
mic data, all the models discussed previously are, as expected,
far from observations in the radiative region. Indeed, even the
model with the flatter rotation profile that we obtain at the age
of the Sun still spins four times faster in the central region and
does not reproduce the solid-body region between 0.2 R, and the
bottom of the convective envelope at all. Internal gravity waves
(Charbonnel & Talon 2005) and magnetic fields (Eggenberger
et al. 2005) have shown very promising results in reproducing
the solar rotation profile. However, these processes appear to act
on very different timescales, and incorporating them is beyond
the scope of the present study, where we focus on hydrodynam-
ical processes.

7.2. Constraint from lithium abundances

Because lithium is prone to destruction by proton captures at
temperatures 7 > 2.5 X 10° K, its abundance at the stellar sur-
face is a good proxy to evaluate the depth and efficiency of mix-
ing processes that may connect the low-temperature convective
envelopes of stars to deeper radiative regions where lithium is
destroyed (e.g. Deliyannis et al. 2000). Considering that merid-
ional circulation and turbulent shear instability not only transport
AM but also matter, it is therefore interesting to look at the pre-
dictions of our models concerning the evolution of the lithium
surface abundance. It worth noting that in our self-consistent ap-
proach, the lithium depletion predicted by the models is a direct
consequence of the evolution angular rotation profile driven by
the extraction and internal transport of AM (i.e. we do not have
any adjustable parameter to reduce the efficiency of the mixing
to fit the Li data).

The results are shown in Fig. 16, where we compare the pre-
dictions of the models to the observed range of Li abundances
determined for solar-type stars in different open clusters from
5 Myr to the age of the Sun as compiled by Sestito & Randich
(2005)°. As expected from previous works, our reference mod-
els (both the slow and the fast rotators) selected to best reproduce

5 To establish these ranges, we selected the stars in each cluster that
have the temperature of a solar-type star of the same age according to
stellar evolution models.
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Fig. 15. Comparison of our models with the rotation profile of the Sun
obtained from helioseismology by Garcia et al. (2011).

the angular velocity evolution of solar-type stars fail to simulta-
neously reproduce the observed lithium abundance evolution of
solar-type stars on the main sequence (beyond 250 Myr (resp.
100 Myr) for the slow (resp. fast) rotators). This is due to the
efficient transport of lithium by the shear turbulent instability
in the radiative interior of our models. The lithium destruction
occurs earlier in the fast rotators because of the correlation be-
tween the shear mixing efficiency and the angular velocity gradi-
ent, which is directly related to the torque. Charbonnel & Talon
(2005) obtained similar results and showed that the introduction
of internal gravity waves could reconcile the models predictions
with observations by flattening out the angular velocity profile
and thus reducing the efficiency of the turbulent shear mixing.

We point out the unexpected behaviour of model 2s that is
computed using Maeder (1997) prescription for the vertical tur-
bulent shear diffusivity. In this case, the effective diffusion coeffi-
cient representing the transport of nuclides by the meridional cir-
culation is the same as in our reference case /s because we used
the same prescription for the Dy, expression. However, D, from
Maeder97 is significantly lower than that predicted by TZ97, in
particular in regions where the mean molecular weight gradients
are large. As a result, the transport of nuclides is less efficient in
model 2s and the surface abundance of lithium decreases much
more slowly than in our reference model /s. In summary, none
of the present models that account for the rotational behaviour of
solar-type stars is able to simultaneously account for the lithium
evolution and the helioseismic constraints, as already anticipated
in previous works of our group.

8. Summary and global picture

Observations have shown that the AM of solar-mass stars is re-
duced by two orders of magnitude during the first few Myr of
their interaction with their disc. After this phase, they need to
decrease it by two more orders of magnitude to reach the so-
lar angular momentum content. This loss of AM is thought to
occur through stellar wind coupled with the large-scale stellar
magnetic field. However, since young stars are not expected to
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rotate as solid bodies, the transport of angular momentum in the
stellar radiative interiors should modify the evolution of their
surface velocity at every age. Hydrodynamical processes trans-
porting AM are driven by the forcing induced by the extraction
of AM at the surface by stellar winds. Thus, depending on the
wind-braking prescription used in the models, the efficiency of
the transport will be different.

Different prescriptions for the AM extraction and transport
processes exist in the literature, with different degrees of ap-
proximation. We here showed that self-consistent 1 M, rotat-
ing evolutionary models that account for the transport of AM by
meridional circulation and shear turbulence alone and that use a
realistic AM wind-driven extraction can reproduce the evolution
of the surface rotation of open clusters from the disc-coupling
phase to the age of the Sun. Using different prescription sets for
the horizontal and vertical diffusion coeflicients essentially im-
pacts the AM distribution inside the star.

The surface extraction of AM and the AM transport in the
radiative region interact in a complex way, the first triggering
the later and the later enforcing the first.

We find that the stellar wind prescriptions from Matt et al.
(2012, 2015) provide a really good match with observations of
rotation periods in open clusters when they are combined with
the adapted AM transport, meaning here MPZ04 and TZ97 for
the prescriptions of the horizontal diffusion and vertical diffusion
coefficients, respectively. None of the other braking laws lead to
as good results, independently of the chosen prescriptions for
internal AM transport.

This led us to select the following combination for our ref-
erence model: (Dy; Dy; dJ/dt) = (TZ97, MPZ04, Matt15). With
this set of prescriptions, our models all reached the same internal
rotation profile at the age of the Sun, regardless of the assumed
initial angular momentum content.

Unlike in bi-zone models, the angular momentum content of
the present Sun cannot be retrieved with our models. Even using
the most favourable combination of the available prescriptions,
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meridional circulation and shear-induced turbulence are there-
fore just efficient enough to reproduce the observed P, data,
but additional processes are still needed to reproduce asteroseis-
mic and surface chemical abundances observations. Regardless
of the set of AM transport prescriptions we used, we were unable
to reproduce these observed data.

In the recent years, the asteroseismic data mostly gathered
by the Kepler mission for subgiant and red giant stars also re-
vealed the need to go beyond the current description of rota-
tional mixing to be able to account for the rotational properties
(surface and core rotation) of evolved low-mass stars (Ceillier
et al. 2012; Van Saders & Pinsonneault 2013; Garcia et al.
2014; Deheuvels et al. 2014, 2015). The dominant processes that
shape the AM evolution may differ according to the evolution-
ary phase. However, observational evidence now exists, for stars
ranging from the PMS to the red clump, pointing towards the
need of additional AM transport mechanisms that would effi-
ciently couple the core and the envelope of solar-type stars.

As predicted by MacGregor (2000) and tested in main-
sequence evolutionary models by Charbonnel & Talon (2005)
and Eggenberger et al. (2005), magnetic field and internal grav-
ity waves are very good candidates to provide additional angu-
lar momentum transport and should be investigated in a further
study.

It is also important to investigate whether our conclusions
also apply to other low-mass stars in the mass range 0.5 My to
2 M. The structural and rotational evolution is expected to differ
depending on the initial mass in this mass range (see e.g. Gallet
& Bouvier 2015), which may have a significant effect on the
efficiency of possible transport processes, as was discussed for
instance by Talon & Charbonnel (2003).
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Appendix A: Magnetic field generation
and mass-loss rate

Magnetic field and mass loss were computed following Cranmer
& Saar (2011). Nevertheless, to calibrate our model on the Sun,
we needed to modify some expression in the BOREAS routine
that were rewritten in Fortran. These are set out in this appendix.

The effective temperature was directly taken from
STAREVOL and was not computed from luminosity and
radius as in the initial routine.

Following Gallet & Bouvier (2013), we reduced the kink
wave energy flux Fa (Eq. (7) in Cranmer & Saar 2011) by a
factor 2.5 to obtain a mass-loss rate of 2.9 x 10™'* Mg yr~! at the
age of the Sun, which is still consistent with the estimated range
of the actual solar mass-loss rate (2-3.2 x 107 Mg yr™").

Similarly to Gallet & Bouvier (2013), we took the same ex-
pression as fmin in Cranmer & Saar (2011), but slightly modi-
fied it to reproduce the average filling factor of the present Sun
(fvo = 0.0035 € [0.001;0.017):

0.4
e

o S A.l
[1+ (x/0.16)>3]122 @D

where x is the normalized Rossby number. 7cony and 7eony, are
determined with the expression given in the BOREAS routine. It
is a function of the effective temperature, which was fitted to a
set of ZAMS models given by Gunn et al. (1998).
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ABSTRACT

Aims. We study the impact of internal gravity waves (IGW), meridional circulation, shear turbulence, and stellar contraction on the
internal rotation profile and surface velocity evolution of solar metallicity low-mass pre-main sequence stars.

Methods. We compute a grid of rotating stellar evolution models with masses between 0.6 and 2.0 M, taking these processes into
account for the transport of angular momentum, as soon as the radiative core appears and assuming no more disk-locking from that
moment on. IGW generation along the PMS is computed taking Reynolds-stress and buoyancy into account in the bulk of the stellar
convective envelope and convective core (when present). Redistribution of angular momentum within the radiative layers accounts
for damping of prograde and retrograde IGW by thermal diffusivity and viscosity in corotation resonance.

Results. Over the whole mass range considered, IGW are found to be efficiently generated by the convective envelope and to slow
down the stellar core early on the PMS. In stars more massive than ~1.6 My, IGW produced by the convective core also contribute to

angular momentum redistribution close to the ZAMS.

Conclusions. Overall, IGW are found to significantly change the internal rotation profile of PMS low-mass stars.

Key words. stars: evolution — stars: interiors — stars: low-mass — stars: rotation

1. Introduction

The evolution of the surface rotation of low-mass stars along
the pre-main sequence (PMS) follows a specific path as shown
by the data, both rotation periods and v sin i measurements, col-
lected in young stellar clusters (e.g. Irwin & Bouvier 2009,
and references therein for a review). The rotational properties
of young stars appear to result from an intricate interplay be-
tween several physical processes that affect the angular momen-
tum gains, losses, and redistribution as the stars evolve along
the PMS towards the zero age main sequence (ZAMS). These
mechanisms can be roughly divided into two classes. The first
ones result from the connection of the stars to their environment
(magnetic and dynamic coupling to a circumstellar disk, accre-
tion, jets, stellar and disk winds, etc.), and are particularly crucial
during the T Tauri phase, when star-disk interaction is observed
and expected to be strong (see, for instance, Shu et al. 1994;
Matt & Pudritz 2005; Zanni & Ferreira 2013). The broad variety
of possible star-environment configurations may, in particular,
explain part of the large dispersion in rotation rates of solar-type
stars observed along the PMS and at the arrival on the ZAMS
(e.g., Stauffer et al. 1985; Irwin & Bouvier 2009).

The second class is related to stellar secular evolution and
consists of the (magneto-) hydrodynamical transport mecha-
nisms that contribute to redistributing angular momentum inside
the stars themselves. In the present paper we focus on explor-
ing these internal mechanisms once the disk has dissipated and
the accretion process is over, which occurs after 3-10 Myr (e.g.,
Haisch et al. 2001; Hartmann 2005; Herndndez et al. 2008), i.e.,
roughly at the time when a radiative core appears in the contract-
ing PMS stars. Our aim is to evaluate, in particular and for the

Article published by EDP Sciences

first time, the interplay between internal gravity waves (IGW),
meridional circulation, turbulent shear, and stellar contraction
during the PMS, considering that IGW are one of the best can-
didate mechanisms to explain the flat angular velocity profile
inside the Sun as revealed by helioseismology (Charbonnel &
Talon 2005). This work is also motivated by the results of Talon
& Charbonnel (2008, hereafter TC08), who showed that IGW
are efficiently excited inside intermediate-mass PMS stars and
suggested that waves should efficiently transport angular mo-
mentum during the PMS evolution, which should affect the an-
gular velocity profile at this phase and at the arrival on the
ZAMS.

In Sect. 2 we introduce the formalism for IGW excitation
and for the transport of angular momentum through the vari-
ous mechanisms considered. We describe in Sect. 3 the basic
assumptions for the present grid of PMS models for low-mass
(0.6 to 2 M), solar-metallicity stars. In Sect. 4 we examine
IGW generation by the convective envelope and the convective
core (when present) along the PMS evolution for the whole mass
range covered by the grid. In Sect. 5 we describe the impact of
the various interacting transport mechanisms on the evolution of
the internal rotation profile for the various stellar masses, and
in Sect. 6 we briefly discuss their influence on the surface rota-
tion velocity and lithium abundance, as well as on global stellar
properties. Conclusions are presented in Sect. 7.

2. Formalism

We follow Talon & Charbonnel (2005, hereafter TC05) for the
treatment of both the excitation of IGW and the transport of
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angular momentum and chemicals by waves, meridional circula-
tion, and shear turbulence in hydrodynamical stellar models. We
do, however, underline three main improvements over TCOS pa-
per. First, we consider IGW generated both by the external and
central convective regions (when present), while only those ex-
cited by the convective envelope were considered in our previ-
ous work. Second, the important variations in the stellar struc-
ture and of the IGW properties along the PMS (see Sect. 4 and
TCO08) require that we then compute the wave spectra at each
evolution time step, while the main sequence computation pre-
sented in TCO5 was based on the wave spectrum of the stellar
model on the ZAMS. Finally, we account here for both prograde
and retrograde waves in the whole radiative interior, while only
the latter ones were considered previously. We recall below the
formalism (i.e., relevant equations and assumptions) that is in-
cluded in the evolution code STAREVOL (see TCOS5, TCOS8, and
Mathis et al., in prep.).

2.1. IGW generation

In this exploratory work we apply the Goldreich et al. (1994)
formalism as adapted by Kumar & Quataert (1997) to calculate
the spectrum of IGW excited by Reynolds stress and buoyancy
in the bulk of convective regions (see e.g. Zahn et al. 1997). We
do not consider the possible effects of IGWs generated by con-
vective overshooting plumes, since no analytical prescription is
available to describe this excitation mechanism (see details and
discussion in TCO5). However as we see in Sect. 2.3.1, we mul-
tiply the IGW flux by a factor 2 in the transport equation in order
to account for the recent results by Lecoanet & Quataert (2013).
We treat the waves by assuming that they are pure gravity waves
(i.e., not modified by the Coriolis acceleration) that only feel the
entrainment by differential rotation.
The kinetic energy flux per unit frequency is

WP o [( o9&\ 06, \’
Lt
X exp [—him + 1)/2r2] e )

1 + (wTtp)15/2

with & and [£(€ + 1)]'/%&, the radial and horizontal displace-
ment wave functions normalized to unit energy flux at the edge
of the considered convection zone, v. the convective velocity,
L = amurHp the radial size of an energy bearing turbulent
eddy, 7. & L/v. the characteristic convective time, Hp the pres-
sure scale height P/pg, and h, the radial size of the largest
eddy at depth r with characteristic frequency of w or higher
(hy = Lmin{l, 2wt )">?}). The radial and horizontal wave
numbers (respectively k; and ky,) are related by

2 2
kzz(%_l)kﬁz(z__l)é’(€+l) @

T 2 2

where N? is the Brunt-Viisili frequency’.

At the considered convective edge (located at radius r;), the
mean flux of angular momentum carried by a monochromatic
wave of spherical order ¢ and local (i.e., emission) frequency w

! The Brunt-Viisild - or buoyancy - frequency N is given by N? =
N3+ N2 = £ (6(Vaa = V) +¢V;,), with 6 = (@Inp/dInT)p, ¢
(0lnp/dInu)pr, V the logarithmic temperature gradient, and V,, the
mean molecular weight gradient.
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(m being the azimutal order), i.e., the momentum flux per unit
frequency, is related to the kinetic energy flux by

2
Fr, (m, £, ) = ;’"ﬁ;  w). 3)

(Goldreich & Nicholson 1989; Zahn et al. 1997). The so-called
angular momentum luminosity at the considered convective edge
(envelope or core) is obtained after horizontal integration

Ly (re) = 4nrl F .. @

2.2. IGW damping

Deposition of angular momentum (positive or negative) within
the radiative layers occurs at the depth where individual
monochromatic waves are eventually damped by thermal dif-
fusivity and viscosity in corotation resonance (Goldreich &
Nicholson 1989; Schatzman 1993; Zahn et al. 1997). In the
present study the local momentum luminosity at a given radius r
within the radiative region accounts for prograde and retrograde
waves (i.e., with respectively positive and negative m values)
generated by both the convective envelope and the convective
core (if present), i.e.,

Lj(r) = Ll,env + Lj,cores (5)
where each component is given by

> Litw e expl=(r, 0, 0)], ©)
o,l,m

where “cz” refers to the interface between the radiative region
and the corresponding convection zone (i.e., envelope or core).
The local damping rate
1

NN7* (N \*dr
7(r,0,0) = [{({+ D]? .f; (Kr+vy) v (m 3 (N
takes the mean molecular weight stratification into account
(Goldreich & Nicholson 1989; Schatzman 1993; Zahn et al.
1997), as well as the thermal and the (vertical) turbulent viscos-
ity (Kt and vy respectively). Here, o is the local Doppler-shifted
frequency

o(r) =w-m[Q(r) - Q] (¢

with w the wave frequency in the reference frame of the corre-
sponding emitting convection zone that rotates with the angular
velocity Q..

As can be seen from these expressions, angular momen-
tum redistribution by IGW within the radiative region is dom-
inated by low-frequency (o0 < N), low-degree waves; indeed,
those penetrate deeper, and their prograde and retrograde com-
ponents experience strong differential damping, as required to
produce a net momentum deposition. In contrast, high-degree
waves are damped closer to the convection zone (since damp-
ing o« [£(€ + l)]%), and high-frequency waves experience less
differential damping.

2.3. Global transport of angular momentum by IGW,
meridional circulation, and shear turbulence

2.3.1. General equations

We assume solid-body rotation in the convective regions. In the
stellar radiative regions, the evolution of angular momentum
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through advection by meridional circulation, diffusion by shear
turbulence, and deposit or extraction by IGW follows the general
expression below (e.g., Talon & Zahn 1998):

S R A R ]
319

g—za.ﬁj(”) )

where U is the radial meridional circulation velocity, v, the tur-
bulent viscosity due to differential rotation, and p the density.
We have added a factor 2 in the last term to account for the study
by Lecoanet & Quataert (2013), who predict the IGW flux due to
turbulent convection to be a few to five times larger than in previ-
ous estimates by, e.g., Goldreich & Kumar (1990) and Goldreich
et al. (1994). However as we see in Sect. 5.1.2, our conclusions
are not sensitive to this multiplication factor.

Following Decressin et al. (2009) and Mathis et al. (in prep.)
we integrate Eq. (9) over an isobar enclosing the mass m (r) to
obtain the expression of the total flux (loss or gain) of angular
momentum carried by the considered transport processes:

1d
4 dt
where the fluxes driven by meridional circulation, vertical shear-
induced turbulence, and IGWs are, respectively,

m(r)
T(m) = [ f 20 dm'] = ~Fyc () Fs (1) + Fiow ()
0

Fuc (r) = —éﬁr45Uz (10)

Fs (r) = —pr*v,0,Q (11)
3

Figw (r) = S—LJ(r). (12)
JT

2.3.2. Meridional circulation

As can be seen in Eq. (9) the transport of angular momentum
through meridional circulation is treated as an advective process.
As in our previous studies we apply the formalism developed by
Zahn (1992), Maeder & Zahn (1998) and Mathis & Zahn (2004,
see also Decressin et al. 2009).

2.3.3. Shear-induced turbulence

Shear-induced turbulence is assumed to be highly anisotropic.
Following TCO5 we assume that the turbulent diffusion coeffi-
cient equals turbulent viscosity and use the corresponding ex-
pression given by Talon & Zahn (1997), i.e.,

8 Ricrie(rdQ/dr)?
5 N7 /(K + Dy) + N2/ Dy,

D, =v, = (13)
that considers the weakening effect of thermal diffusivity (K7)
on the thermal stratification and of horizontal turbulence (Dy,
see below) on both the thermal and mean molecular weight
stratifications.

For the treatment of horizontal turbulent viscosity, we follow
Zahn (1992), again as in TCO5:

1 d(pr?U) UdinrQf
(or ) nr L
3pr dr 2 dinr

(14)

with C, = 1.
The influence of the prescriptions assumed for D, and Dy
will be investigated in a future paper.

2.4. Transport of chemicals

We treat the transport of chemical species in the radiative re-
gions as a diffusive process through the combined action of
meridional circulation and shear-induced turbulence (Chaboyer
& Zahn 1992). The effective diffusion coefficient is written

[rU(r*

D
eff = 30 Dh

15)

where Dy, is the horizontal component of the turbulent diffusivity
(see Eq. (14)).

In the present study we neglect atomic diffusion, whose ef-
fects require much longer timescales to develop compared to the
very short duration of the PMS phase. We also neglect possible
wave-induced turbulence. Therefore the expression for the trans-
port of chemicals (here, the mass fraction X of the element i) in
the stellar radiative region writes as (see e.g. Meynet & Maeder

2000):
dX; 0X; dX;
( dr )M,. aM ] ( dr )nucl 7 ( )

where dM, = 47rﬁr2dr, and the last term accounts for nuclear
destruction or production of the considered element.

oM, [(47rr 0)? (Dy + D,

3. Stellar models
3.1. Input physics and basic assumptions

We focus on the PMS evolution of solar-metallicity stars in the
mass range between 0.6 and 2.0 M,. We adopt the solar com-
position of Asplund et al. (2009). Opacity tables are updated ac-
cordingly both at high and low temperature respectively from
OPAL and Wichita websites” (see e.g. Iglesias & Rogers 1996;
Ferguson et al. 2005). The mixing length parameter ey = 1.63
is calibrated so that our standard (i.e., non rotating) 1 Mo,
Zs model fits the solar radius, effective temperature, and lumi-
nosity at the age of the sun. Convection zone bounderies are de-
fined by the Schwarzschild criterion, and we do not account for
convective overshoot.

Computations are performed with the stellar evolution code
STAREVOL (see e.g. TCOS, Lagarde et al. 2012). Initial models
are totally convective polytropic stars, with central temperature
lower than 10° K (i.e., deuterium burning has not yet occurred).
We follow the PMS evolution along the Hayashi track up to the
arrival on the ZAMS that we define as the point where the ratio
between central and surface hydrogen abundance reaches 0.998.
The stellar mass is assumed to be constant during that phase (i.e.,
no accretion nor mass loss). For each stellar mass we compute
classical models (i.e., without any transport of angular momen-
tum nor of chemicals) as well as rotating models with and with-
out IGW. We neglect the hydrostatic effects of the centrifugal
force in all our rotating models but two; we discuss the impact
of this simplification in Sect. 5. The evolution tracks of the clas-
sical models in the Hertzsprung-Russel diagram are shown in
Fig. 1.

3.2. Initial internal and surface rotation

We assume solid-body rotation while stars are fully convective
(which corresponds to the dotted part of the tracks in Fig. 1)

2 http://adg.1llnl.gov/Research/OPAL/opal.html;
http://webs.wichita.edu/physics/opacity/
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Fig. 1. PMS tracks in the Hertzsprung-Russel diagram for solar metallicity stars with initial masses between 0.6 and 2.0 M, (classical models
are shown here) and properties of the external convective layers. Colors indicate the radial extent of the convective envelope (fop left panel), the
temperature at its bottom (fop right panel), the maximal convective flux (bottom left panel), and the thermal diffusivity below the envelope (bottom
right panel). Dashed lines connect points with similar values for these quantities, and the colored axes are in cgs units. The dotted parts of the

tracks correspond to the phase when the stars are still fully convective.

and we start computing the evolution of surface and internal
rotation under the action of stellar contraction, meridional cir-
culation, turbulence, and IGW when the radiative core appears,
which happens at ages between ~0.5 and 7.5 Myr for the mass
range considered (see 7(core) in Table 1), and at ~2.5 Myr
for the 1.0 M, model. At that time, most or even all low-
mass stars have already lost their disks as shown by observa-
tions in very young clusters (e.g. Haisch et al. 2001; Hartmann
2005; Hernandez et al. 2008). For all stellar masses, we choose
the initial rotation velocity at the moment when the radiative

A40, page 4 of 14

zone appears to be equal to 5% of the critical velocity of the

%%; see Table 1). This corre-

sponds approximately to the median of the observed distribution
in young open clusters (see Fig. 13 and Sect. 6 for discussion).
We assume that there is no more coupling between the star and
a potential disk beyond that evolution point. The surface of the
star is then free to spin up, and we do not apply any magnetic
braking. The influence of the initial rotation velocity, of the disk
lifetime that affects the moment when a PMS star starts spinning

corresponding model (Vi =
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Table 1. Properties of the different models computed without rotation (std), with rotation but without IGW (rot), and with rotation taking into

account IGW (igw).
Star T(Pms) ‘r(core) Usurf qurf / Qo Pini( Usurf qurf/QGJ PZAMS N(Ll) Tel"f 10g L/LGJ
M, Myr Myr  init, kms™! init days zams, kms™! zams days zams zams, K zams
0.6 std 191 7.47 - - - - - -4.96 4118 -1.14
rot 194 7.47 14.5 6.60 3.73 36.3 34.5 7.30 -5.08 4127 —-1.14
igw 217 7.47 14.5 6.60 3.73 37.3 35.6 7.12 =540 4121 -1.14
0.9 std 75 3.00 - - - - - 2.66 5246 -0.366
rot 76 3.00 14.1 4.16 5.99 48.5 30.7 0.83 2.64 5246 -0.366
igw 89 3.00 14.1 4.16 5.99 55.7 352 0.72 2.64 5246 -0.366
1.0 std 57.5 243 - - - - - - 2.96 5608 -0.152
rot 53.9 243 14.2 3.76 6.84 53.1 29.8 0.76 3.02 5608 -0.152
rot+hydro 59.4 243 14.2 3.76 6.84 52.9 29.7 0.76 3.12 5589 -0.152
igw 59.5 243 14.2 3.76 6.84 63.1 355 0.68 2.95 5608 -0.152
igw+hydro  59.2 243 14.2 3.76 6.84 63.1 353 0.72 2.95 5584 -0.156
1.2 std 38.6 1.58 - - - - - - 3.17 6217 0.235
igw 43.5 1.58 17.2 2.99 8.03 86.7 38.6 0.86 3.17 6217 0.235
1.4 std 26.5 1.09 - - - - - - 322 6828 0.574
igw 29.4 1.09 13.6 4.08 6.02 109 39.9 0.64 322 6838 0.572
1.6 std 19.6 0.81 - - - - - 3.23 7757 0.835
rot 19.3 0.81 13.0 1.85 13.7 100 39.2 0.71 3.23 7757 0.837
igw 212 0.81 13.0 1.85 13.7 120 422 0.57 3.23 7783 0.829
1.8 std 15.0 0.62 - - - - - 3.24 8666 1.04
rot 15.0 0.62 12.4 1.43 16.9 112 37.6 0.68 3.24 8666 1.04
igw 16.1 0.62 12.4 1.43 16.9 128 43.9 0.57 3.24 8676 1.04
2.0 std 11.8 0.48 - - - - - 3.24 9479 1.23
rot 11.7 0.48 20 332 7.62 124 40.7 0.62 3.24 9473 1.23
igw 12.1 0.48 20 332 7.62 139 46.0 0.54 3.24 9492 1.23

Notes. For the 1.0 M, star a couple of models were computed taking into account the hydrostatic effects of rotation (rot+hydro and igw-+hydro).
For each model we give: lifetime on the PMS, age at which the radiative core appears, initial rotation velocity, surface rotation rate and rotation
period when the radiative core appears (taken at 5% of critical rotation velocity of the corresponding model), and surface rotation velocity, surface
rotation rate, rotation period, surface lithium abundance, effective temperature, and luminosity at the arrival on the ZAMS.

up, as well as that of magnetic wind braking that may affect the
rotation rate at the arrival on the ZAMS, will be investigated in
a forthcoming paper.

4. IGW generation along the PMS evolution
for all grid models

The internal structure strongly changes as low-mass stars evolve
along the PMS. This implies strong variations in the quantities
that are relevant to IGW generation and momentum transport, as
depicted in Figs. 1 for the properties of the convective envelope
and 2 for the core. All quantities are given in cgs units.

Stars are first fully convective and a radiative core appears
along the Hayashi track as they contract and heat (Fig. 1). The
thickness of the convective envelope decreases, and the temper-
ature at its base increases as the stars move towards higher effec-
tive temperatures. Due to central CNO-burning ignition on the
final approach towards the ZAMS a convective core develops

(Fig. 2).
One can follow the evolution along the tracks of the max-
imum convective flux (F. = CppuvcAT) inside the external

and central convective regions, which directly affects the en-
ergy flux associated to a given frequency (see Eq. (1)). Wave
excitation is stronger when the convective length scale (¢, =
2nre./aH,) is larger, but decreases when the turnover timescale
(tc = amLrH,/ve) becomes too large. The combination of these
two factors induces large differences in the overall efficiency

of wave generation as the internal structure evolves. This is
well illustrated in Fig. 3 that shows the luminosity spectrum of
IGW generated by the external convection zone in the 1 M,
model at four ages on the PMS. One sees clearly that wave-
induced transport is dominated by low-frequency waves (i.e.,
<3.5 puHz). High degree waves at low frequencies do not con-
tribute much to the transport of angular momentum even though
their excitation flux is important: indeed they are essentially
damped near the convective envelope edge. In Fig. 4 colors
along the tracks indicate the net momentum luminosity £; (see
Eq. (4)) of IGWs generated by the external and internal convec-
tive regions.

In the case of external convection, the net momentum
luminosity L. rapidly increases as the excitation of IGW
strengthens up when stars evolve towards higher effective tem-
perature, and reaches maximum values as high as 10* gcm?s?
around T ~ 6200 K. Stars with initial masses lower than 1.3 M
never reach this effective temperature and the correspond-
ing L remains always below this maximum and shows only
a monotonic increase along the PMS. On the other hand in the
more massive models the convective envelope keeps shrinking in
size and L, decreases when T increases above 6200 K. This
behavior confirms TCO8 findings for intermediate-mass PMS
stars, and is very similar to the £, plateau we found for Pop I and
Pop II main sequence stars (Talon & Charbonnel 2003, 2004),
which share very similar convective properties with PMS stars
in the same 7. range.
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Fig. 2. Same as Fig. 1, but for the properties of the convective core. Here dotted parts on the tracks indicate the phase when the convective core is

not yet present.

IGW are also emitted from the convective core at the end of
the PMS. The more massive the star, the more the convective
core expands, and the stronger the corresponding wave excita-
tion. We note however from Fig. 4 that wave excitation by the
convective core (when present) is generally much less efficient
than that of the convective envelope. The ratio between L core
and Ljqu is shown in Fig. 5 as a function of T for the vari-
ous models. For stars with masses below 1.4 Mg, Ljcore 1s al-
ways ~5-6 order of magnitude lower than L. These two
quantities reach similar orders of magnitude only very close
from the ZAMS for stars more massive than 1.6 M. Therefore
and as we shall see below, the impact of IGW on the internal
rotation profile along the PMS will be dominated by the waves
emitted by the convective envelope.
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5. Evolution of the internal rotation profile
5.1. The case of the 1 M,, star

Figure 6 depicts the evolution along the PMS of the rotation pro-
file inside the 1 M, star for two cases: when angular momentum
transport is operated solely by meridional circulation and shear
turbulence (bottom panels), and when angular momentum depo-
sition by internal gravity waves is taken into account in addition
to the hydrodynamic processes (top panels); the rotation profile
is shown at different ages as a function of both relative mass
fraction and reduced radius (left and right panels respectively).
The decomposition of the total flux of angular momentum into
the various components driven by meridional circulation, shear
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Fig. 3. Angular momentum luminosity at the base of the convective envelope of IGW generated by Reynolds-stress in the external convective
layers as a function of emission frequency w and degree ¢. The color axis is in log and white areas correspond to logL s, < 22. The plots are
shown for the 1 M, model at four ages along the PMS (5.8, 14, 35, and 55 Myr from top left to bottom right; the corresponding values of T.q are

42717, 4357, 5560, and 5612 K).

turbulence, and IGW (when accounted for; see Egs. (10)—(12)
respectively) is shown in Fig. 7 at three ages along the PMS.
Meridional circulation currents are shown at the same ages in
Fig. 8; clockwise currents (matter flowing from the equator to
the pole and resulting in deposition of angular momentum in-
wards) and counterclockwise ones (carrying angular momentum
outwards) are drawn in blue and red respectively.

5.1.1. Transport of angular momentum by meridional
circulation and shear turbulence only

When only meridional circulation and shear turbulence are ac-
counted for, differential rotation rapidly develops inside the ra-
diative region as the surface rotation velocity increases due to
stellar contraction (Fig. 6, bottom plots). This behavior as well

as the rotation profile at the arrival on the ZAMS are similar to
the results of Eggenberger et al. (2012) for their rotating 1 M,
model computed with similar assumptions.

As can be seen in Fig. 7 (right plots) for this model with-
out IGW, the transport of angular momentum is dominated by
meridional circulation all along the PMS, while the contribution
of shear turbulence is negligible (the flux of angular momentum
by turbulence Fvy is indeed ~2 orders of magnitude lower than
the flux driven by meridional circulation Fyc). The number of
circulation loops evolves with time (Fig. 8, bottom plots; see
also Fig. 7): In the early stages (14.9 Myr, left panel), the circu-
lation consists of a single counterclockwise current that trans-
ports matter inward along the rotational axis and outward in
the equatorial plane; later on (33.5 Myr, middle panel) a clock-
wise loop appears in the central regions; finally an additional
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counterclockwise loop shows up when the convective core de-
velops (55 Myr, right panel).

5.1.2. Impact of internal gravity waves

The evolution of the internal rotation profile changes drastically
when IGW are taken into account in conjunction with meridional
circulation and shear turbulence, as can be seen in Fig. 6 (top
plots). As already discussed in Sect. 4, the emitted wave spec-
trum strongly evolves with the stellar structure along the PMS.
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IGW are first emitted by the receding convective envelope, and
much later by the convective core when it appears during the fi-
nal approach towards the zams. In the case of the 1 My model,
IGW emitted by the convective core play actually no role since
their luminosity is extremely low (see Fig. 5 and discussion in
Sect. 4). Therefore the following discussion refers only to those
emitted by the envelope.

In order to understand wave-induced transport, we must also
focus on the important quantities for wave damping in the ra-
diative layers, namely the Brunt-Viisild frequency N” and the
thermal diffusivity Kr: for a given differential rotation within the
radiative layers, low-frequency (i.e., with w < 3.5 yHz) and/or
large degree waves that dominate the angular momentum trans-
port are damped very efficiently close to the convective edges
when N% is too small or when K7 is too large (see Eq. (7)).
Figs. 9 and 14 show the radial profiles of these two quantities in
the radiative layers of the 1 My model at various ages (see also
Figs. 1 and 2 that show the variations along the evolution track
of the value of Kr just below the convective envelope and above
the convective core). At all ages N? drops near the stellar center
and the convective edges; in addition its value at a given depth
increases with time along the PMS as a result of the stellar con-
traction that leads to an increase of gravity and a decrease of the
pressure scale height as the star evolves. On the other hand the
value of Kr just below the convective envelope also increases as
the star contracts and move towards higher effective temperature;
this implies stronger damping of all the waves (independently of
their properties) closer to the convective envelope; note that Kr
at a given depth within the star increases only slightly during
the evolution. Besides, the build up of differential rotation with
time within the star induces a change in the local Doppler shift
frequency, which allows a different damping for waves with dif-

. -0.5
ferent frequencies and m through the term o (N2 - 0'2) :

Let us see what these general considerations imply for
the 1.0 My model. We start with initial solid body rotation and
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Fig. 6. Evolution along the PMS of the rotation profile in the 1 M, models computed with and without IGW (top and bottom respectively) as a
function of relative mass fraction and radius in solar units (left and right respectively). The curves are labeled according to age. On each plot the

left and right scales give Q in uHz and in solar units respectively.

then follow the transport of angular momentum when the radia-
tive layers appear. At that moment differential rotation has not
yet developed, and the local frequency o of individual waves
in the very thin radiative zone is similar to their emission fre-
quency w at the base of the convective envelope. However slight
differential rotation soon builds up as a result of stellar contrac-
tion along the Hayashi track, which induces a Doppler shift be-
tween the emission and local IGW spectra. As a consequence,
low-frequency low-degree waves, which undergo the largest dif-
ferential damping between retrogade and prograde components,
soon penetrate all the way to the central regions where they de-
posit their negative momentum and very efficiently spin down
the core whose amount of angular momentum is minute (see
Fig. 6). This explains the strong positive gradient in the profile
of Q below ~0.2 Ry, while the negative gradient of € in the
external layers results from ongoing stellar contraction. As a
consequence a peak builds up in the internal rotation profile with
a core spinning at lower rate than the stellar surface all along the
PMS.

We show in Fig. 7 the total flux of angular momentum car-
ried by the waves as a function of depth within the 1 My model,
and compare it to the contribution of meridional circulation and
shear turbulence at different evolution stages. We note first that
the transport of angular momentum is generally dominated by
the waves in the radiative layers where they can propagate, ex-
cept in the early times when meridional circulation dominates in
the most external regions below the convective envelope (upper
panel at 14 Myr). Since downward propagating waves are to-
tally damped as soon as the condition Q(r) = w/m + Q; is ful-
filled near the corotation radius, the total flux Figw drops and
remains negligible below the Q peak. This can be clearly seen
in the middle and lower panels in Fig. 7 at 35 and 55 Myr; at
that time meridional circulation dominates in the regions be-
low ~0.15 and 0.2 M respectively, while IGW are dominant
in the outer regions. Note that the total flux of angular momen-
tum is dominated by IGW when they are accounted for and is
larger by two orders of magnitude compared to the case without
IGW. Overall, IGW do shape the circulation patterns, leading to
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the appearance of several loops in the whole radiative region as
can be seen in Figs. 7 and 8.

Let us add a final remark. As explained in Sect. 2.3.1, we
have increased by a factor 2 the IGW luminosity in order to ac-
count for the results by Lecoanet & Quataert (2013) who predict
the IGW flux due to turbulent convection to be a few to five times
larger than in previous estimates by e.g. Goldreich & Kumar
(1990) and Goldreich et al. (1994). In order to test the impact
of this assumption, we have computed two additional models for
the 1 M rotating star with multiplying factors of 1 and 5. We
find that this has no impact on the conclusions, as can be seen in
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Fig. 11. Same as Fig. 7 for the 2 M, model computed with IGW.

Fig. 10 where we plot the corresponding rotation profiles at the
arrival on the ZAMS.

5.2. Impact of the stellar mass

For all the stars within the considered mass range, strong dif-
ferential rotation with a fast rotating core is obtained under the
combined action of stellar contraction and meridional circula-
tion when IGW are not accounted for. Besides, in all cases
IGW do break-up the stellar core, which results in a peak in Q
at r ~ 0.25-0.3 R, as in the 1 M, case. This can be seen in
Fig. 10 where we show the rotation profiles at the arrival on the
ZAMS for all our models (black and red lines correspond re-
spectively to the models computed without or with IGW).
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Fig. 12. Same as Fig. 6 for the 2 M, model computed with IGW.

Let us note however that the impact of IGW is slightly dif-
ferent in stars more massive than ~1.6 M. This is illustrated
for the 2 M, star in Fig. 11 where we decompose the total flux
of angular momentum within the model according to the var-
ious transport processes at three different ages, and in Fig. 12
where we follow the corresponding evolution of the radial pro-
file of Q. For this more massive star, IGW emitted by the con-
vective envelope dominate during the first part of the PMS and
manage to slow down the most central regions as in the 1 Mg
case (top panel, Fig. 11). However those waves fade away when
the convective envelope becomes too thin and are supplanted
by those emitted by the convective core at the approach of the
ZAMS (see Fig. 4). During that transition period (middle panel
in Fig. 11), meridional circulation dominates the transport of
angular momentum although shear turbulence also contributes
more efficiently near the most central regions (between 0.05
and 0.1 M) and in the most external layers; as a result, the core
slightly accelerates and eventually manages to rotate faster than
the outer radiative layers, although not fast enough for the peak
to be erased. Once the convective core has sufficiently developed
(lower panel, Fig. 11), the IGW emitted in the central regions
will start conveying angular momentum very efficiently towards
the core; at that time meridional circulation remains however the
dominant process in the most external radiative layers.

6. Global stellar properties, surface rotation
and lithium abundance

We summarize in Table 1 the main properties of our models
computed under various assumptions. We also include the pre-
dictions for two additional models of 1 My that account for
the hydrostatic effects of rotation (i.e., the effects of centrifu-
gal acceleration on effective gravity) and show in Fig. 15 all the
corresponding evolution tracks for this star. We see that the rotat-
ing tracks without hydrostatic effects are hardly modified com-
pared to the standard case, the main shift to slightly lower ef-
fective temperature and luminosity (that implies slightly longer
PMS lifetime) being due to the effects of the centrifugal force
and not to rotation-induced mixing. This is in agreement with the
predictions by Eggenberger et al. (2012) (see also Pinsonneault
etal. 1989; Martin & Claret 1996; Mendes et al. 1999). However
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the hydrostatic effects are modest and our general conclusions on
the evolution of the internal rotation profile and on the impact of
IGW are not affected by this simplification. We can also note in
Table 1 that the models computed with IGW have longer PMS
lifetimes than the others. This simply results from the higher to-
tal diffusion coefficient for chemicals in the deep radiative layers
close to the convective core when central H-burning sets in close
to the ZAMS (see Fig. 14).

As shown in Fig. 13, the evolution of surface rotation for the
models with IGW accounts well for the mean rotation rates col-
lected by Gallet & Bouvier (2013) for PMS stars in young open
clusters in the considered mass range. The rotation velocity at the
arrival on the ZAMS is slightly higher (by a few %; see Table 1)
in this case than in rotating models without IGW, due to the dif-
ferent efficiency of the redistribution of angular momentum by
the various transport mechanisms within the star as discussed
previously. Again, the hydrostatic effects are negligible.

The surface lithium abundance at the ZAMS is not signifi-
cantly different in the rotating models without and with IGW, as
can be seen from Table 1. Indeed this quantity mostly depends,
on one hand, on the temperature at the base of the convective
envelope, which is unaffected since the evolution tracks almost
superpose, and on the other hand, on the diffusion coefficient Deg
(Eq. (15)) in the external radiative layers shown in Fig. 14. Since
the gradient of Q in the outer part of the star is dominated by
stellar contraction and is very similar in the cases with and with-
out IGW (see Figs. 6 and 12), the resulting Li abundance at
the ZAMS is unaffected. The rotating models including the hy-
drostatic effects have slightly higher lithium abundance on the
ZAMS, in agreement with the behavior found by Eggenberger
et al. (2012). In a future work we will revisit PMS Li depletion
taking the influence of the disk lifetime, of the initial rotation
velocity, and of magnetic braking into account.

7. Conclusions

In this paper we have analyzed the transport of angular momen-
tum during the PMS for solar-metallicity, low-mass stars (with
masses between 0.6 and 2.0 M) through the combined action of
structural changes, meridional circulation, shear turbulence, and
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In the left panel, the theoretical predictions for the 0.9, 1, and 1.2 M, models are compared with the observed rotational distribution for stars with
estimated masses between ~0.9 and 1.1 M,, in young open clusters from Gallet & Bouvier (2013).
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Fig. 14. Diffusion coefficients associated to meridional circulation (red), horizontal and vertical turbulence (black and blue respectively). The total
diffusion coefficient for the chemicals (magenta) and thermal diffusivity (cyan) are also shown. The figures correspond to the 1 M, models with
and without IGW (left and right respectively) at different evolution ages along the PMS. Hatched areas indicate the convective regions.

internal gravity waves generated by Reynold-stress and buoy-
ancy in the stellar convective envelope and core (when present).

For all the stellar masses considered, IGW are efficiently
generated by the convective envelope with a momentum lumi-
nosity that peaks around Tex ~ 6200 K, as in the case of main
sequence stars. These waves soon become an efficient agent for
angular momentum redistribution, because they spin down the
stellar core early on the PMS, while structural changes lead to
a negative differential rotation in the outer stellar layers as the
star contracts. On the other hand, IGW generated by the con-
vective core close to the arrival on the ZAMS carry much less
energy, except in the case of stars more massive than ~1.6 M.

Over the whole considered mass range, IGW were found to sig-
nificantly modify the internal rotation profile of PMS stars and
lead to slightly higher surface rotation velocity compared to the
case where only meridional circulation and shear turbulence are
accounted for.

The exploratory results presented in this paper show the abil-
ity of IGW to efficiently extract angular momentum in the early
phases of stellar evolution, as anticipated by Talon & Charbonnel
(2008) and as shown by Charbonnel & Talon (2005) and Talon &
Charbonnel (2005) for solar-type main sequence stars. We now
plan to investigate the influence of the disk lifetime, of the initial
rotation velocity, and of magnetic braking during the PMS over
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Fig. 15. Impact of rotation, IGW, and of the hydrostatic effects on the
evolution track of the 1 M, star. The square indicates the point where

the radiative zone appears and internal transport of angular momentum
starts.

a broader mass domain in order to compare model predictions
with large data sets that are currently being collected to trace the
rotational properties of young stars.
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CHAPITRE 5. EXTENSION A D’AUTRES MASSES ET METALLICITES

Ce chapitre est dédié a la grille de modeles d’évolution stellaire calculée dans le cadre de cette these,
en prenant en compte les effets de la rotation ainsi que son évolution de maniere cohérente. Les modeles
d’évolution stellaire sont utilisés dans plusieurs domaines astrophysiques dont nous discuterons quelques
cas dans la partie suivante. Cette grille est orientée pour I’étude des étoiles de type solaire. Elle a pour
but d’aider a contraindre les observations d’amas ouverts et a caractériser les étoiles hotes d’exoplanétes.
Dans ces deux cas, les étoiles concernées sont de faibles masses (M € [0,2;1,5]) et a composition chimique
proche de celle du soleil (—0,5 < [Fe/H] < 0,5). Nous ne comparerons ici les modeles sans rotation qu’avec
d’autres grilles de modeles d’évolution relativement récentes et uniquement a partir des tracés dans le
diagramme HR. En effet, chacun des groupes a validé ses modeles sur des observations, que ce soit sur
des systemes d’étoiles multiples (Baraffe et al. 2015; Choi et al. 2016), ou des relations liant la masse et
le rayon avec des binaires a éclipses (Feiden et al. 2015; Spada et al. 2013) ou en comparant a des amas
ouverts ou globulaires (Bressan et al. 2012; Choi et al. 2016). Ces tests seront bien entendu a réaliser par la
suite, mais la comparaison directe aux grilles d’évolution existantes est une premiere étape.

Nous détaillerons dans un premier temps les parametres et les ingrédients qui ont permis le calcul
de la grille. Puis dans une seconde partie on étudiera quelques grandeurs caractéristiques de 1’évolution
standard en comparant a d’autres grilles de modeles existantes, et de I’évolution rotationnelle en comparant
en particulier aux périodes de rotation observées dans les amas ouverts.

5.1 Hypotheses de la grille

Hypotheses et physique traitées dans les modeles

J’ai calculé les modeles de cette grille avec le code STAREVOL tel qu’il est décrit dans les chapitres 2
et 3.

Rappelons tout de méme quelques grandeurs solaires, le modgle est calibré sur le soleil (a 10~* en lumi-
nosité et en rayon et 2 10~ pour le rapport [Z/X]) en utilisant une diffusion microscopique (Paquette et al.
1986), en rotation 4 2km.s~! (2 10~2) en utilisant la composition chimique solaire de référence de Asplund
et al. (2009) et les modeles d’atmosphere PHOENIX correspondants (avec le méme mélange chimique). La
calibration solaire donne alors une fraction de masse d’hélium initiale Y = 0,273, une longueur de mélange
o, = 2,1954 et une métallicité initiale Z;,;; = 0,01442.

Pour les autres valeurs de Z, nous gardons la méme longueur de mélange et nous choisissons la valeur de
Y correspondante en utilisant la fonction affine suivante : AY /AZ = 1,85 (avec les abondances primordiales
Yy = 0,2463 basées sur les observations WMAP-SBBN par Coc et al. (2004)). Nous ne prenons pas en
compte I’enrichissement en éléments ¢ a plus faible métallicité car I’on reste proche de la métallicité solaire
(i.e. [Fe/H]€ £0,5 dex) dans le cadre de cette grille. Comparé a Grevesse & Noels (1993) (Z., = 0,018),
qui étaient utilisées pour la grille de Siess et al. (2000) en particulier, les abondances de presque tous les
éléments plus lourds que 1’hélium, et particulierement le carbone, 1’azote et I’oxygeéne, sont maintenant
considérablement diminuées.

Les opacités sont modifiées en conséquence en-dessous et au-dessus de 8000K en utilisant respective-
ment les serveurs de projets d’OPAL et de Wichita (voir Ferguson et al. 2005; Iglesias & Rogers 1996).

Bien que la calibration solaire soit faite sans prendre en compte une perte de masse par 1’étoile !, la
grille est calculée avec, mé€me si la perte de masse ne modifie pas I’évolution sur la séquence principale des
petites masses calculées ici. On déterminera la perte de masse avec deux prescriptions différentes suivant
que le modele est en rotation ou non. Dans le cas sans rotation, la perte de masse est décrite par Reimers
(1975) (avec ng = 0,5) tandis que dans le cas avec rotation, on appliquera le formalisme de Cranmer &

1. Cela nécessiterait de calibrer également la masse initiale du modele initiale qui permettrait d’arriver a la masse du soleil
actuelle
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Saar (2011) une fois que le découplage entre le disque et I’étoile sera effectué (phase wTTS et suivantes).
Cette derniere prescription prend en compte les effets de la rotation sur 1’activité stellaire et détermine la
perte de masse en fonction de cette derniere. Méme si elle n’est initialement pas faite pour les étoiles PMS,
on peut toutefois I’appliquer a ces étoiles car elles couvrent un domaine de log g, Tofr et Leg inscrit dans le
domaine de validité de la prescription.

Aucun overshoot (processus additionnel artificiel d’extension des zones convectives) n’a été rajouté
pour la grille, ce processus permet en particulier d’étendre le ceeur convectif des étoiles qui en développe
un de maniere permanente, prolongeant ainsi leur séquence principale de maniere a reproduire I’extension
de la séquence principale observée dans les amas. Cependant, le transport rotationnel peut jouer ce role en
diffusant I’hydrogéne a I’interface des zones convectives, en particulier de la zone radiative vers le coeur
convectif, augmentant ainsi la longévité de I’étoile sur la séquence principale.

En ce qui concerne le transport lié a la rotation, on considere toujours que les zones convectives sont en
rotation solide et chimiquement homogenes, alors que la zone radiative est soumise aux divers processus de
transport du moment cinétique et des especes chimiques. Par soucis de simplicité, on ne prend en compte ici
que le transport de moment cinétique li¢ aux instabilités hydrodynamiques (circulation méridienne et turbu-
lence de cisaillement), en suivant les prescriptions de Mathis et al. (2004) pour le coefficient de turbulence
horizontale (Dy,) et Talon & Zahn (1997) pour le coefficient de turbulence verticale (D,).

Tres peu de travaux mentionnent les effets de la masse de I’objet central, sa vitesse de rotation ou
sa composition chimique sur la durée de vie du disque proto-planétaire. Seuls les travaux de Kennedy &
Kenyon (2009) indiquent que la durée de vie du disque semble diminuer lorsque la masse de 1’objet central
est plus importante, mais pour des masses supérieures a 1,5M,. Nous prendrons donc ici la méme durée de
vie de disque (et donc de temps de couplage avec 1’étoile) pour toutes les masses aux différentes métallicités.
La durée de vie du disque ne dépendra ici que de la période de rotation initiale, et ceci, uniquement de
maniere a reproduire au mieux les observations de période de rotation dans les amas ouverts, en suivant le
méme schéma que Gallet & Bouvier (2013, 2015) ont suivi. Lors de la phase de couplage avec le disque
proto-planétaire, on force la vitesse angulaire de surface a rester constante tout en prenant en compte le
transport dans la potentielle zone radiative déja existante. La quantité de moment cinétique totale diminue
donc tres rapidement lors de cette phase. Le reste de la perte de moment cinétique du modele provient de
I’interaction du champ magnétique a grande échelle de I’étoile avec son vent magnétisé. On utilisera la
prescription donnée par Matt et al. (2015) (voir la section 3.3 pour plus d’informations) car elle s’applique
sur une large gamme de masse et prend en compte la dépendance a la structure de 1’étoile et donc a la
masse et la composition chimique. La méme loi peut étre utilisée pour les différents modeles sans changer
les parametres du freinage en fonction de la masse ou de la vitesse de rotation, a I’inverse de ce qui était
fait avec 1’expression de Kawaler (1988) (e.g. Palacios et al. 2006). Les parametres utilisés pour la loi sont
indiqués dans la table 5.1.

La grille donne acces a un ensemble de quantités physiques relevées au cours de I’évolution permettant
de caractériser 1’évolution structurelle et rotationnelle des différents modeles. Ceux-ci sont calculés dans
une gamme de masse comprise entre 0,2M, et 1,5M, a trois métallicités différentes Z = 0,0047, 0,0144,
0,0409 qui correspondent respectivement a un rapport [Fe/H|] = —0,5, 0 et +0,5 dex. Pour chacune des
masses et métallicités, on calcule quatre modeles : un modele standard (sans autre mélange que la convec-
tion) et trois modeles incluant un traitement des effets de la rotation et un transport de moment cinétique par
les processus décrits ci-dessus dans la zone radiative avec des valeurs différentes pour la rotation initiale.
L’ensemble des modeles en rotation est décrit dans la table 5.2 avec les taux de rotation et réservoirs de
moment cinétique initiaux correspondants.
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Matt et al. (2015) | Valeur utilisée
K 2,5-10%
m 0,22
p 2.6
X 14

TABLE 5.1 — Table des parametres liés au freinage de Matt et al. 2015 pour la grille de modele d’évolution. Les
valeurs different de celles utilisées dans Amard et al. (2016) surtout du fait du traitement de 1’atmosphere amélioré
entre temps. Celle-ci modifie I’évolution de la structure et de la taille de I’enveloppe convective, 1’extraction de
moment cinétique en est donc modifiée. Des ajustements minimes ont également di étre faits pour reproduire aussi
les plus faibles masses.

TABLE 5.2 — Parametres initiaux utilisés pour la grille de modeles avec rotation. 1, m et r signifient rotateurs lent,
médian et rapide. Le temps de couplage avec le disque et la quantité de moment cinétique initiale indiqués dans la
derniere colonne sont les mémes aux trois métallicités pour chacun des rotateurs lent, médian ou rapide.

Masse (M) Qinit Qinit Qinit Réservoir initial de MC 2
(x1076s~1) (x1076s71) (x1076s~1) (10 g.cm?.s71)
Rotateur 1 m T 1 m r 1 m T 1 m r
Temps de couplage
7=0,0047 7=0,0144 7=0,0409 5Myr 5 Myr 3 Myr
0,2 8,16 - 54,1801 16,0 519|784 - 51,1 | 465 9,30 30,1
0,3 822 - 5421|801 160 519|784 - 508| 524 10,5 34,0
0,4 810 - 552|801 160 519|786 - 49,7 | 114 228 73,9
0,5 8,12 - 792|801 16,0 519|776 - 46,1 | 14,7 294 95,4
0,6 8,12 - 720|801 16,0 519 7,62 - 493 | 257 514 166
0,7 811 - 68,7801 160 519|790 - 49,7 | 36,1 7273 234
0,8 8,13 - 662|801 160 519|757 - 509 | 40,8 81,6 264
0,9 8,14 - 61,1 | 801 16,0 519|753 - 488 | 56,0 112 326
1,0 8,10 - 63,8]801 160 519|792 - 41,3 | 126 252 818
1,1 806 - 629801 160 519|796 - 51,5| 79,5 159 515
1,2 8,17 - 635|801 160 519|786 - 509 | 144 288 931
1,3 8,11 - 634|801 16,0 51,9 7,62 - 40,7 | 229 458 1490
1,4 812 - 629801 160 519|758 - 488 | 114 228 736
1,5 8,06 - - 8,01 16,0 51,9783 - 50,7 | 176 352 1140
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5.2 Modeles sans rotation

On compare ici la grille de modeles sans rotation, dits standard, a la précédente version de Siess et al.
(2000) mais également aux autres grilles de modeles standard publiées dans la littérature et couvrant le
méme domaine en masse et métallicité. La majeure partie de ces grilles de modeles d’évolution sont réa-
lisées sans calculer la rotation, celles déterminant I’évolution rotationnelle (ici uniquement MESA) ne
prennent pas en compte ’extraction de moment cinétique par les vents magnétisés et ne prennent pas
en compte 1’évolution de la rotation lors de la pré-séquence principale. On ne comparera donc notre grille
qu’aux modeles standard. Ceux-ci different déja par les ingrédients numériques (suivant le code utilisé)
et physiques qui les composent (équation d’état, opacités, composition chimique de référence, etc...). La
table 5.3 dresse une liste non-exhaustive des grilles de modeles dans la littérature mais présente les dif-
férents modeles d’évolution auxquels j’ai comparé mes modeles ainsi qu’une liste (non-exhaustive) des
ingrédients physiques utilisés dans chaque cas. Tous ces modeles sont standard (c’est-a-dire sans rotation
ni champ magnétique, ni processus susceptible de modifier leur structure excepté I’ overshooting).

Dans cette table, la composition chimique (colonne 2) fait référence a la distribution d’éléments plus
lourds que I’hélium (Z) solaire de référence qui sont utilisés pour les tables d’opacités radiatives. On donne
également la fraction de masse d’hélium Y et la longueur de mélange «. (colonne 2 et 3 respectivement)
utilisées pour le calcul de leurs modeles. Le symbole (©) indique les modeles qui utilisent les valeurs de
Y et o, obtenues par une calibration solaire. Dans la colonne 4, on indique les modeles d’atmospheres
utilisés ainsi que la profondeur optique a laquelle le raccord entre 1I’atmosphere et le calcul de la structure
interne est fait. La bibliographie liée a 1I’équation d’état adoptée pour chaque grille est indiquée colonne
5. L'importance de celle-ci pendant les phases jeunes a été largement étudiée par le passé (e.g. Baraffe
et al. 1998; Siess et al. 2000). Dans la colonne 6, on rappelle d’ol proviennent les opacités radiatives a
hautes et basses températures. La plupart des codes actuels utilisent les opacités radiatives OPAL pour
I’intérieur stellaire (hautes températures) et les tables d’Alexander & Ferguson (1994) ou de Ferguson
et al. (2005) a basses températures. La colonne 7 indique les sources bibliographiques pour les taux de
réactions nucléaires utilisés. La colonne 8 précise si les modeles de chaque grille sont calculés avec ou
sans overshooting (extension artificielle de la zone convective) pour le cceur convectif. Enfin, la derniere
colonne donne le temps d’évolution d’un modele de 1,2Ma la fin de la séquence principale. On comparera
ici uniquement les tracés dans le diagramme HR (figure 5.1) mais d’autres grandeurs telles que le rayon
effectif ou le temps de vie sur la séquence principale peuvent étre également servir de comparaison.

STAREVOL : Siess et al. (2000)

La grille de Siess et al. (2000) a été beaucoup utilisée lors des 15 dernieres années. Bien que calculée
avec une version antérieure du code, du fait des importants changements de la physique constitutive des
modeles durant cette période, cette grille est également celle avec laquelle nous avons les plus grandes
différences de comportement dans le diagramme HR. On peut expliquer ceci par I’utilisation combinée des
abondances solaires de référence de Grevesse & Noels (1993) et une métallicité Z = 0,02 bien plus élevée
que la valeur de Z = 0,01442 de notre grille mais également plus élevé que la métallicité solaire donnée
par Grevesse & Noels (1993). De ce fait, le parametre de longueur de mélange . utilisé et, lui, calibré sur
un modele solaire (donc avec Z = 0,0175 tel que donné par Grevesse & Noels (1993)), n’est pas cohérent
avec la métallicité Z = 0,02. Pour toutes les masses comparées ici, les modeles de Siess et al. (2000)
sont ainsi plus froids que ceux de notre nouvelle grille de modeles STAREVOL, et le tracé de Henyey
est systématiquement plus court. Ce comportement a déja été discuté dans Montalbdn et al. (2004) et est
essentiellement dii a une interaction entre la longueur de mélange, la composition chimique et les conditions
a la limite externe utilisées provenant d’ une combinaison de trois modeles d’atmospheres différents.
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Lyon : Baraffe et al. (2015)

Les modeles de Baraffe et al. (2015) sont une version mise a jour de la grille de Baraffe et al. (1998) qui
est encore aujourd’hui trés utilisée. Le traitement atmosphérique a été amélioré et les abondances solaires
de référence sont celles données par Caffau et al. (2011). Baraffe et al. (1998) ont été le premier groupe a
publier des modeles qui couplent de maniere cohérente I’intérieur stellaire et des modeles d’atmospheres.
Leurs grilles sont ainsi devenues une référence pour 1’évolution des étoiles de faible masse. Une telle
approche a inspiré de nombreux groupes dont nous faisons partie aujourd’hui avec cette grille. La grille
de Baraffe et al. (2015) assure une cohérence entre le traitement de la convection dans I’intérieur stellaire
comme dans I’atmosphere, ce qui n’est aujourd’hui pas fait dans la plupart des modeles. Leur longueur de
mélange est calibrée de maniere a reproduire le Soleil avec les abondances de Caffau et al. (2011). Comme
on le voit dans la figure 5.1, mes modeles sont tres proches des leurs dans la gamme de masse comprise
entre 0,4 et 1,2 masse solaire. Pour les trés petites masses, le traitement des especes moléculaires devient
important et les modeles divergent 1égerement car 1’équation d’état de STAREVOL ne prend pas en compte
les molécules plus massives que H,, contrairement a celle utilisée par Baraffe et al. (2015).

DSEP : Feiden et al. (2015)

Les modeles de Dartmouth (DSEP pour Dartmouth Stellar Evolution Program, voir Dotter et al. (2008))
ont été récemment mis a jour par Feiden et al. (2015) avec une physique adaptée aux étoiles de la pré-
séquence principale. En particulier, les conditions de surface sont dérivées des modeles PHOENIX de Hau-
schildt et al. (1999). Les modeles sont calculés en prenant en compte un overshoot a I’interface du coeur
convectif et de la zone radiative pour les étoiles avec un cceur convectif sur la séquence principale ; a mé-
tallicité solaire, seuls les modeles a partir de 1,2 M sont concernés. Le parametre d’overshoot utilisé varie
avec la masse stellaire (0,05, 0,1,0,2 et 0,2 Hp pour les modeles de 1,2, 1,3, 1,4 et 1,5Mrespectivement).
L’extension du coeur convectif augmente la quantité d’hydrogene que 1’étoile est capable de consommer et
donc étend la durée de la séquence principale. Les modeles DSEP et de ma grille sont en bon accord, en
particulier pour les étoiles de faibles masses. Pour les étoiles avec une masse supérieure a 1,2 masse solaire,
I’ajout d’un overshoot dans les modeles DSEP créé une différence d’évolution sur la séquence principale.
L’ overshoot, en augmentant artificiellement la taille de coeur convectif, augmente la quantité d’hydrogene
consommé sur la séquence principale et donc la durée de vie sur la séquence principale, cela se traduit dans
le diagramme HR par une extension de la séquence principale pour les étoiles de plus 1, 1M.

YREC : Spada et al. (2013)

Pour cette comparaison, nous utilisons la grille calculée avec la version sans rotation de YREC (Yale
Rotating Evolutionary Code) par Spada et al. (2011) qui inclut une équation d’état spécifique pour les
étoiles de faibles masses (voir la table 5.3). On observe des petites différences de comportement entre les
tracés lorsque les étoiles sont sur le tracé d’Hayashi (~ 100K au plus de différence) mais si les étoiles sont
plus massives que 0,4M, elles retrouvent une évolution similaire en arrivant sur la séquence principale. En
dessous de 0,4M,, YREC change son équation d’état pour utiliser celle de Saumon et al. (1995), également
utilisée par Baraffe et al. (2015) , les tracés divergent alors méme sur la séquence principale, les différences
entre les modeles sont comparables a celles que I’on a avec les modeles de Baraffe et al. (2015).

FRANEC : Valle et al. (2015)

Le code d’évolution FRANEC (Frascati Raphson Newton Evolutionary Code) développé a Pise a éga-
lement été récemment amélioré pour prendre en compte la mise a jour des abondances solaires de référence
et des conditions atmosphériques réalistes adaptées. La grille de Tognelli et al. (2011) a été spécialement
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calculée pour comprendre 1’évolution des étoiles pré-séquence principale de petites masses, ce qui signifie
que les ingrédients physiques sont particulicrement adaptés a cette phase. Or, m&me si nous utilisons des
parametres de longueur de mélange tres différents, ces modeles sont ceux qui sont les plus proches de ceux
de ma grille. Ceci est surtout di au fait que nous traitons les conditions aux bords de la méme fagon et que
la composition chimique utilisée est tres proche.

MESA : Choi et al. (2016)

Le tout récent code d’évolution stellaire MESA (Modules for Experiments in Stellar Astrophysics) a
désormais sa propre grille de modeles évolutifs. Les modeles sont calculés avec une physique générale
adaptée aux étoiles de type solaire. Et bien que les conditions aux bords soient différentes, leurs modeles
sont treés proches de la grille présentée ici, en grande partie parce que 1’on utilise la méme composition chi-
mique de référence (Asplund et al. 2009). Toutefois, MESA prend en compte un certain overshoot diffusif
aux interfaces des zones convectives. Le parametre d’overshoot utilisé est fixé a 0,0160 pour I’extension
du cceur et 0,0174 pour I’extension de I’enveloppe. Comme lors de la comparaison avec les modeles DSEP
et bien que moins importante, on retrouve une extension similaire de la séquence principale pour les étoiles
développant un cceur convectif sur la séquence principale comparé a nos modeles.

PARSEC : Bressan et al. (2012); Chen et al. (2014)

Comme de nombreux autres codes, PARSEC (PAdova and TRiest Stellar Evolution Code) a été récem-
ment révisé pour calculer des modeles pré-séquence principale. En comparant avec notre grille, on note
un comportement considérablement différent dans le diagramme HR. L’importante différence observée a
faible température (modeles de plus faibles masses) est surtout liée a I'utilisation dans PARSEC de grilles
d’opacités trés spécifiques obtenues a partir I’ AESOPUS 3. En effet, Marigo & Aringer (2009) ont montré
que les opacités moyennes de Rosseland calculées avec cet outil sont tres différentes de celles d’OPAL ou
Ferguson et al. (2005) dans ce domaine de faibles températures. Cela révele encore une fois combien il
est difficile de déterminer ce qui peut €tre ou non considéré comme une physique adaptée a cette phase de
I’évolution.

3. http ://stev.oapd.inaf.it/cgi-bin/aesopus
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Code Composition oyt Atmosphere Equation Opacités | Taux de réaction | Overshoot Tsp
chimique d’état nucléaire (1,2M:)
STAREVOL AGSS09 2,195 Allard+12 Modified OPAL NACRE IT Non 4,92Ga
Cette these Z=0,01442 Tym = 2 PTEHO95 FO05
Y =0,273
BHACIS Caffau+11 1,6 Allard+12 SCVHO95 OPAL CF88 Non 4,49Ga
Baraffe et al. (2015) | Z=0,0153 Rajpurohit+13 AF94
Y =0,28 Tam = 100
DSEP GS98 1,938 Hauschildt+99 CK95 OPAL Adelberger+98 Oui 4,88Ga
Dotter et al. (2008) Z =0,0189 Tatm = Teff FreeEOS4 F05
Y =0,274
STAREVOL GNO93 1,6 P92+Eriksson94 | Modified OPAL CF88 Non 4,85Ga
Siess et al. (2000) Z=0,02 +Kurucz91 PTEH95 AF94
Y =0,28 Tam = 10
FRANEC AGS05 1,68 BHO5 OPALO6 OPAL NACRE Non -
Valle et al. (2015) | Z=0,01377 Tam = 10 FO5 LUNA
Y =0,253
YREC GS98 1,875 Allard+11 OPALO06 OPAL BP92 Non 4,62Ga
Spada et al. (2013) | Z=0,0163 Tatm = 2/3 SCVHO95 FO05
Y =0,274
PARSEC Caffau+09 1,74 Allard+11 FreeEOS2 OPAL JINA REACLIB Oui 4,58Ga
Bressan et al. (2012) | Z=10,014 1,77 Tatm = 2/3 AESOPUS
Y =0,273
MESA AGSS09 1,8 ATLAS12 OPAL + OPAL JINA REACLIB Oui 4,83Ga
Choi et al. (2016) Z=0,0142 Tam = 100 SCVHO9S5 + FO05
Y =0,2703 MDM12

TABLE 5.3 — Références, voir ci-dessous.
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AGSS09 : Asplund et al. (2009), Allard+12 : Allard et al. (2012), OPAL : Iglesias & Rogers (1996), NACRE II : Xu et al. (2013), PTEH9S : Pols et al. (1995), FOS : Ferguson et al.

(2005), Caffau+11 : Caffau et al. (2011), Allard+12 : Allard et al. (2012), SCVH95 : Saumon et al. (1995), CF88 : Caughlan & Fowler (1988), Rajpurohit+13 : Rajpurohit et al.
(2013), AF94 : Alexander & Ferguson (1994), GS98 : Grevesse & Sauval (1998), Hauschildt+99 : Hauschildt et al. (1999), CK95 : Chaboyer & Kim (1995), Adelberger+98 :
Adelberger et al. (1998), FreeEOS(2,4) : Irwin (2012), P92 : Plez (1992), Eriksson94 : com. privée, Kurucz91 : Kurucz (1991), AGS05 : Asplund et al. (2005), BHOS : Brott &
Hauschildt (2005), OPALO6 : Rogers & Nayfonov (2002), LUNA : Bemmerer et al. (2006), BP92 : Bahcall & Pinsonneault (1992), Caffau+09 : Caffau et al. (2009), JINA
REACLIB : Cyburt et al. (2010), AESOPUS : Marigo & Aringer (2009), ATLAS12 : Kurucz (1993), MDM12 : MacDonald & Mullan (2012).
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CHAPITRE 5. EXTENSION A D’AUTRES MASSES ET METALLICITES

5.3 Modeles avec transport rotationnel

5.3.1 Vitesse de surface - Comparaison aux observations

Dans Amard et al. (2016) (discuté dans le chapitre 4), on a comparé I’évolution de la période de rotation
donnée par des modeles incluant différents jeux de prescriptions pour le transport (diffusion turbulente
horizontale et verticale) et 1’extraction du moment cinétique, a des observations de périodes de rotation
d’amas ouverts d’étoiles de type solaire. Nous avions alors trouvé un accord tres satisfaisant avec le modele
que nous avions défini comme étant le modele de référence. Pour le calcul de la grille de modeles présentée
ici, j’ai donc naturellement utilisé la méme physique du transport : les coefficients de turbulence horizontale
et verticale sont respectivement calculés avec les prescriptions de Mathis et al. (2004) et Talon & Zahn
(1997), et I’extraction de moment de moment cinétique par les vents magnétisés est déterminée suivant le
formalisme de Matt et al. (2015).

Comme indiqué précédemment, le manque de littérature sur le sujet ne permet pas de sortir une tendance
claire pour la vitesse angulaire initiale et la durée de vie du disque proto-planétaire. Donc, de mani¢re
a faciliter ’analyse, j’ai calculé la grille avec une seule valeur pour la durée de couplage disque-étoile
(tpL) et une seule valeur pour la période de rotation initiale du disque (Qiy), pour un type de rotateur a
une métallicité donnée, de maniere a conserver la quantité de moment cinétique initiale (Voir table 5.2).
Comme on le voit dans la figure 5.2, ces valeurs permettent de couvrir quasiment toutes les périodes de
rotation observées a chaque gamme de masse dans les amas jeunes pendant les phases T-Tauri (e.g. ONC,
NGC6530 et NGC2264). Lorsque I’on étend la grille a d’autres métallicités, on suppose les mémes quantités
de moment cinétique pour une masse et un type de rotateur donnés.

Variation de la masse initiale a Z = Z,

Dans un premier temps, on étend la comparaison a une gamme de masse plus importante en gardant
la métallicité constante (Z = Z). Concernant la forme générale de I’évolution de la période de rotation au
cours du temps, le comportement décrit en détail dans Amard et al. (2016) est valide pour toutes les masses
considérées ici : la période de couplage disque-étoile est suivie d’une phase d’accélération, la vitesse de
surface atteint ensuite son maximum avant de décroitre plus ou moins rapidement en fonction de la vitesse
initiale. Les différents rotateurs convergent vers une configuration rotationnelle similaire au dela de 1Ga.
On note également que la vitesse maximale est atteinte a des ages différents suivant la masse de 1’étoile :
vers 200 Ma pour les modeles de 0,2M, et vers 20 Ma pour le modele de 1,3 M. Dans tous les cas, cela
correspond a I’émergence du coeur convectif die a la mise a 1’équilibre des éléments CNO. Pour rentrer
dans les détails, le maximum est atteint lorsque 1’on atteint 1’équilibre entre la contraction de 1’étoile quand
le cceur convectif apparait (plus I’étoile est massive, plus le ceeur apparait tot), et I’extraction de moment
cinétique, qui dépend de la taille de I’enveloppe convective. On pourra définir ici, la "ZAMS rotationnelle”,
qui differe de la "ZAMS" habituellement définie en évolution stellaire a partir de considérations liées a
I’évolution nucléaire du centre de 1’étoile (voir Sect. 2.8).

On note sur la figure 5.2 que nos modeles permettent de reproduire assez fidelement les observations
dans le domaine de masse compris entre 0,2M, et 1,2M,. En particulier, le premier quartile, la médiane
et le neuvieme décile des distributions calculés par Gallet & Bouvier (2015) pour certains amas sont tres
bien situés sur les tracés de nos modeles de 0,5, 0,8 et 1,0 M,,. Seuls les rotateurs lents et médians au
niveau des Hyades (625 Myr) peinent a étre reproduits car trop freinés pour les modeles avec une masse
comprise entre 0,6 et 1,0 M. Cependant, pour les masses supérieures a 1,2 M), les modeles divergent de
la tendance indiquée par les observations (voir figure 5.2). En effet, nous ne sommes alors plus capables
de reproduire le comportement rotationnel des amas les plus 4gés (au dela de 200 Ma). Plusieurs éléments
liés a I’extraction de moment cinétique peuvent expliquer cette divergence : a partir de 1,3 M, la structure
interne des étoiles de séquence principale est notablement différente de celle des étoiles de plus petite
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Evolution de la vitesse de rotation - Comparaison aux observations - Grille
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FIGURE 5.2 — Comparaison de I’évolution des périodes de rotation et des vitesses angulaires obtenues avec les mo-
deles a métallicité solaire dans la gamme de masse 0,2-1,5M, avec les observations rassemblées par Gallet & Bouvier
(2013) et Bouvier et al. (2014) des périodes de rotations dans différents amas ouverts. On a représenté le taux de ro-
tation de surface (ligne continue) et la vitesse angulaire moyenne du cceur radiatif lorsqu’il existe (ligne discontinue)
des rotateurs rapides (noir), médians (vert) et lents (rouge) pour chaque gamme de masse. Les indicateurs rouge, vert
et bleu sur les observations correspondant aux masses de 0,5, 0,8 et 1,0M, représentent respectivement le premier
quartile de la distribution, la médiane et le neuvieme décile (donnés dans Gallet & Bouvier (2013))
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masse, en particulier concernant les zones convectives. Le cceur convectif est alors capable de se maintenir
sur toute la séquence principale mais surtout, I’enveloppe convective devient extrémement fine en masse.
Dans cette configuration, la structure du champ magnétique généré par la dynamo convective peut étre
particulierement affectée ; d’un champ dipolaire a grande échelle dans le cas d’une enveloppe étendue, on
passe a un champ multipolaire a beaucoup plus petites échelles (Donati 2011) lorsque 1’enveloppe est plus
fine. On s’attend a ce que ce changement de configuration modifie I’expression de la loi de freinage, mais il
n’est pas dit que la modification aurait un effet dans le sens attendu par les observations. En effet, un champ
multipolaire, agissant a plus petite échelle, aurait alors un bras de levier moins efficace et diminuerait les
pertes de moment cinétique (Réville et al. 2015), au contraire de ce dont on aurait besoin pour que nos
modeles s’accordent aux observations.

Evolution de la perte de moment cinétique au cours du temps - Z,
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FIGURE 5.3 — Evolution de I’extraction de moment cinétique spécifique (en cm?.s~'.an"!) par les vents magnétisés
au cours de 1’évolution dans le diagramme HR de I’ensemble des rotateurs rapides (a gauche) et des rotateurs lents (a
droite) a métallicité solaire. La quantité de moment spécifique (normalisé a la masse de 1’étoile) extraite de 1’enveloppe
convective par les vents magnétisés est indiquée par les barres de couleurs sur la figure. L’insert dans chaque figure
indique cette méme extraction de moment cinétique mais au cours du temps

Le manque de données pour des étoiles plus massives que 1,3M; (lié a la diminution du nombre de
tdches magnétiques observables a la surface de ces étoiles) limite les conclusions que 1’on peut tirer de
ces comparaisons. On notera tout de méme que les modeles semblent globalement indiquer que la perte de
moment cinétique calculée a 1’aide de la prescription de Matt et al. (2015) en fixant les parametres, est trop
faible pour expliquer les observations.

On retrouve également le résultat obtenu dans Amard et al. (2016) en ce qui concerne la vitesse de
rotation moyenne de la partie radiative : pour les modeles compris entre 0,2 et 1,2 masse solaire, la vitesse
du cceur radiatif converge vers une méme valeur, quelle que soit la quantité initiale de moment cinétique.
Dans ce domaine de masse, a métallicité solaire, 1’évolution de la rotation de surface est essentiellement
impactée par le terme d’extraction de moment cinétique associée au couple exercé par les vents magnétisés
sur I’étoile *. Pour les modeles avec une masse supérieure ou égale a 1,3M,,, I’évolution de la vitesse angu-
laire dépend surtout des conditions initiales et n’est que peu modifiée par le freinage, celui-ci apparaissant

4. Notons que la masse maximale de ce domaine d’application dépend de la métallicité puisque c’est en réalité la taille de
I’enveloppe convective qui nous importe. Or, pour une masse donnée, celle-ci est plus importante a métallicité plus élevée (et
inversement, plus fine a métallicité plus faible, voir plus loin fig 5.8).
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comme quasi inefficace avec cette prescription (avec les parametres fixes). Il s’ensuit que le transport de
moment cinétique interne tel qu’il est traité ici, est essentiellement une fonction du taux de rotation initial
et des ré-ajustements structuraux de 1’étoile. Ainsi, on s’attend a ce que ces étoiles un peu plus massives
aient une évolution différente du taux de rotation moyen de la zone radiative, en fonction de la masse ou
des conditions initiales.

Comme cela a été discuté dans le chapitre précédent, on ne fera que rappeler que les instabilités hy-
drodynamiques seules ne permettent pas de reproduire le profil de rotation solide du soleil montré par
les données héliosismiques. De maniere générale, on s’attend donc au cours de la séquence principale a
un transport de moment cinétique plus important entre la partie radiative et I’enveloppe convective, pour
les étoiles de type solaire au moins. Ce transport supplémentaire pourrait permettre d’expliquer certains
rotateurs trop lents pour reproduire les observations dans certains amas ouverts.

Sur la figure 5.3, on montre 1’évolution de I’extraction de moment cinétique spécifique pour toute
la gamme de masse a partir de la fin de la phase de couplage avec le disque protoplanétaire, quand on
commence a calculer les pertes de moment cinétique par les vents magnétisés, jusqu’a la fin de la séquence
principale. Dans le cas des rotateurs lents, la majeure partie de I’extraction se fait au début de 1’évolution,
lorsque 1’enveloppe convective est encore importante. Ensuite, les pertes de moment suivent 1’évolution
de la vitesse de surface en diminuant avec le temps. Si 1’on considere que les pertes de moment cinétique
sont directement liées a la structure et a I’intensité du champ magnétique, ce comportement est compatible
avec les observations récentes de Folsom et al. (2016). Celles-ci montrent que le champ magnétique suit
d’abord I’évolution structurelle lors de la pré-séquence principale (lorsque I’étoile est encore en contraction
et que I’enveloppe convective se développe), tandis que sur la séquence principale, 1’évolution du champ
magnétique est dictée par I’évolution de la rotation de 1’étoile.
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FIGURE 5.4 — Flux de moment cinétique porté par la circulation méridienne (rouge) et la turbulence de cisaillement
(bleu) et le flux total (noir) en fonction du rayon normalisé au rayon total pour les rotateurs médians de tous les
modeles ayant développé une zone radiative a la ZAMS. Les zones hachurées représentent les zones convectives
(cceur et enveloppe)

Dans le cas des rotateurs rapides, les étoiles tournent suffisamment rapidement et les effets de la force
centrifuge sur la structure ne sont plus négligeables. Un taux de rotation rapide peut modifier de maniere
significative la gravité effective, le rayon équatorial est augmenté et la température de surface diminuée
(Maeder 2009). Sur les figures 5.3 ou 5.5, on peut discerner ce décalage vers des températures plus froides
par rapport au cas en rotation lente, en particulier pour les modeles les plus massifs (1,4 et 1,5M), pour
lesquelles la différence peut étre de 1’ordre de 200K du fait de leur rotation proche de la vitesse critique
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au-dela de laquelle les couches externes ne sont plus gravitationnellement liées (respectivement 45 et 80%
du taux de rotation critique) . La structure est modifiée en conséquent et, pour une température plus faible,
I’enveloppe convective est proportionnellement plus importante (environ trois fois plus importante dans le
cas de I’étoile de 1,5M, en rotation rapide par rapport aux cas en rotation plus lente). Il s’ensuit que le
couple appliqué sur ces étoiles est plus important pendant la majeure partie de la séquence principale.

5.3.2 Rotation interne - effet de la masse initiale

La figure 5.5 montre le taux de rotation différentielle pour les modeles en rotation rapide et lente a
métallicité solaire, en fonction de 1’évolution dans le temps, a partir de I’émergence du cceur radiatif jusqu’a
la fin de la séquence principale (ou 15 Ga). On définit ce taux de rotation différentielle tel que :

Qrad - QS
AQ =1 ~™ (5.1)
Qrad +-QS
avec
m(r)r2Q(r)dr
Jraam(r)r2dr

Jraq €tant I’intégrale sur toutes les couches de la zone radiative et Qg le taux de rotation de 1’enveloppe
convective. L’ expression sous cette forme évite toute divergence due a I’absence du cceur radiatif pour les
étoiles les moins massives de nos modeles et nous permet de limiter la valeur dans un domaine [-1; 1]. On a
AQ — —1 lorsque la partie radiative est en moyenne en rotation beaucoup plus lente comparé a 1’enveloppe
(typique des ondes internes de gravité, voir chapitre précédent). AQ = 0 représente une rotation solide en
moyenne (ce vers quoi tendent les modeles prenant en compte la dynamo de Tayler-Spruit par exemple) et
AQ — 1 lorsque la partie radiative est en rotation bien plus rapide que 1’enveloppe convective (la majeure
partie des cas présentés dans ce chapitre). L’ensemble des modeles de cette grille évolue dans I’intervalle
[0; 1]. Larotation différentielle normalisée tend a décroitre avec la masse et a diminuer avec I’age. Plusieurs
effets sont en cause :

- Une étoile plus massive génere une circulation méridienne plus importante (comme on le voit sur la
figure 5.4) qui est capable de transporter plus de moment cinétique du ceeur radiatif jusqu’a la surface.
En effet, pour compenser les effets de la perte de moment cinétique par 1’enveloppe convective, la
circulation méridienne est le principal processus de transport.

- D’extraction de moment cinétique des modeles plus massifs est plus faible, la contrainte appliquée a
la limite supérieure de la zone radiative est donc plus faible, minimisant alors la mise en place d’une
rotation différentielle sous I’enveloppe convective.

Ces éléments conduisent les étoiles les plus massives vers un profil de rotation dans la zone radiative proche
d’un profil plat (voir la différence entre la ligne continue et en tiret sur les figures 5.2). On voit clairement
pour toutes les masses, I’augmentation de AQ a la fin du tracé d’Hayashi et tout au long du tracé d’Henyey,
lorsque le coeur radiatif se développe, de AQ = 0 (rotation solide au départ), entre AQ = 0,4 et 0,7 pour les
rotateurs lents en fonction de la masse et entre AQ = 0,05 et 0, 15 pour les rotateurs rapides a la fin de la
séquence principale. Tant que I’étoile descend le tracé d’Hayashi, la contraction est importante et engendre
un transport trés important dans la zone radiative qui limite la rotation différentielle, mais des que 1’étoile
atteint le tracé de Henyey, le cceur radiatif se développe et la rotation différentielle apparait avec (voir
figure 5.5). Dans le cas des rotateurs rapides ou lents, deux familles apparaissent sur la séquence principale,
de chaque c6té du modele de 1,3M (a métallicité solaire). Globalement, on peut dire que les rotateurs
rapides couplent efficacement leur cceur radiatif car ils ont une circulation méridienne trés importante,
transportant le moment du cceur a I’enveloppe. Cependant, quand la surface de 1’étoile est freinée par les
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vents magnétisés, la rotation différentielle apparait méme si I’étoile est encore en rotation rapide. Et au
contraire, lorsque I’enveloppe est trop petite pour assurer un freinage efficace, le transport interne domine
et tend a restaurer un profil de rotation plat comme on peut le voir pour le cas des étoiles de 1,4 et 1,5M a
métallicité solaire.

Evolution de la rotation différentielle au cours du temps - Z,
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FIGURE 5.5 — Rotation différentielle relative AQ au cours de 1’évolution dans le diagramme HR pour les rotateurs
rapides (a gauche) et les rotateurs lents (a droite) a métallicité solaire avec une masse comprise dans I’intervalle 0, 4-
1,5M,. La rotation différentielle relative est indiquée par le systeme de couleur précisé sur la figure. L’insert dans
chaque figure indique cette méme rotation différentielle relative mais au cours du temps

Nos modeles incluent un traitement cohérent du transport rotationel dans la zone radiative. La figure 5.4
montre les différentes composantes du transport dans la zone radiative pour les rotateurs médians a leur ar-
rivée a la ZAMS. Seuls les modeles qui ont développé un cceur radiatif sont présentés (i.e. M > M.). La
circulation méridienne nait directement des effets de la rotation sur la structure en paralléle du vent ther-
mique (voir par exemple Palacios 2013, , et les références liées), alors que la turbulence de cisaillement est
une conséquence de la rotation différentielle (e.g. Talon & Zahn 1997). Dans la gamme de masse consi-
dérée dans cette grille et avec le formalisme utilisé pour le transport, la circulation méridienne domine le
transport de moment cinétique dans les régions centrales. Cependant, pour les masses inférieures a 1, 1M,
I’extraction de moment cinétique est importante et crée un gradient de rotation sous la zone convective
qui génere de la turbulence. Notons qu’a la ZAMS (nucléaire), les modeles sont proches de leur ZAMS
rotationnelle, caractérisée par la vitesse maximale atteinte par un modele au cours de son évolution, 1’ex-
traction de moment cinétique est donc particulicrement importante a cet instant de 1’évolution. De manicre
générale, le transport de moment cinétique proche de la surface dépend de la prescription pour I’extraction
de moment cinétique par les vents magnétisés. C’est particulierement évident dans le cas du modele de
1,5M,, ou I'efficacité du transport sous la surface est trois ordres de grandeur plus faible qu’au milieu de
la zone radiative (vers 0,2 R,). La turbulence de cisaillement est trés faible pour ce modele car la rotation
différentielle est particulierement limitée sous 1’enveloppe convective (voir figure 5.6). On peut noter assez
logiquement que globalement le flux total de moment cinétique dans la zone radiative augmente avec la
masse.

Pendant la pré-séquence principale, la structure n’est pas fixe encore, comme le taux de rotation et des
modifications structurelles qui y sont liées. En effet, lors de la pré-séquence principale, la contraction de
I’étoile, et ensuite 1’apparition du cceur convectif génerent une circulation méridienne importante qui reste
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Profils de rotation - Effet de la masse stellaire
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FIGURE 5.6 — Profil de rotation a la fin de la pré-séquence principale en fonction de la fraction de masse pour les
rotateurs moyens avec une masse comprise entre 0,4 (noir) et 1,5M, (vert clair).

dominante sur la séquence principale tant que la vitesse de rotation est importante. Cela est valide pour
presque toutes les masses que 1’on considere ici. Si I’on regarde maintenant les profils de rotation atteints
ala ZAMS (figure 5.6), on remarque qu’a la surface, on a une vitesse minimale avec le modele de 0, 7M.
Au-dela de cette limite, les étoiles sont moins freinées lors de la pré-séquence principale du fait de leur
enveloppe convective plus fine (voir figure 5.8). Pour les étoiles moins massives que 0, 7M., la contraction
est plus lente et dépasse la durée de vie du disque proto-planétaire. Ainsi, elles continuent a se contracter
pendant plus longtemps apres la fin de la phase de couplage avec le disque, ce qui leur permet d’atteindre
des vitesses de rotation globalement plus élevées a I’arrivée sur la séquence principale. D’un autre coté, la
vitesse de rotation au cceur ne dépend pas du freinage ou du transport. En effet, plus I’étoile est massive,
plus la contraction est rapide et I’apport de moment cinétique au centre est important, on 1’observe sur la
figure 5.6.

5.3.3 Impact de la métallicité

La structure d’une étoile dépend bien siir de sa masse, mais également de son contenu en métaux (élé-
ments plus lourds que I’hélium). Une faible métallicité réduit globalement 1’opacité pour une masse don-
née : une étoile pauvre en métaux est donc plus chaude et plus compacte (plus petit rayon). Par conséquent,
son enveloppe convective est plus fine a une phase donnée et I’extraction de moment cinétique résultante
est plus faible. En plus de cela, comme on le voit sur la figure 5.8, I’évolution structurelle est plus rapide,
la contraction stellaire est plus prompte et le développement du cceur intervient plus tot dans 1’évolution.
Tous ces effets combinés font que 1’évolution rotationnelle d’une étoile sous-métallique est similaire a celle
d’une étoile de masse plus importante a une métallicité plus élevée. Ceci est montré sur la figure 5.7, pour
trois masses et les trois types de rotateurs : les modeles avec Z = 0,0043 tournent plus vite que ceux a mé-
tallicité solaire ou sur-solaire (Z = 0,01445 ou Z = 0,03) malgré un contenu en moment cinétique identique
a ’origine.

Le transport de moment cinétique dépend de 1’évolution structurelle, on s’attend donc a avoir différents
comportements a différentes métallicités pour une masse donnée. Une étoile pauvre en métaux est plus com-
pacte, ainsi, le transport de moment cinétique devrait étre plus important. Cependant, comme 1’enveloppe
convective est également plus petite, le couple exercé par les vents magnétisés sur 1I’enveloppe convective
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Evolution de la rotation - Effets de métallicité
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FIGURE 5.7 — Haut : Evolution du taux de rotation de surface pour les trois différentes masses 2 trois métallicités
différentes, Z = 0,0047 (vert), Z = 0,0144 (noir) et Z = 0,0409 (rouge) pour les cas en rotation lente (trait plein) et
en rotation rapide (trait tirait). Bas : Evolution de la rotation différentielle normalisée AQ pour les mémes cas avec le
méme code couleur.

est également plus faible. Puisqu’on a vu que la rotation différentielle et le transport par la circulation méri-
dienne sont essentiellement diis au freinage sur la séquence principale, le transport est globalement réduit.
On montre ceci dans le panneau du bas de la figure 5.7. Ici, on montre la rotation différentielle normalisée
aux trois métallicités pour les mémes masses 0,5, 1,0 et 1,5M. Pour les trois masses, AQ est toujours plus
faible lorsque Z est réduit, méme si, comme discuté dans Ekstrom (2008), le transport de moment cinétique
par la circulation méridienne et la turbulence de cisaillement est normalement diminué avec la métallicité.
Ceci est particulierement vrai dans le cas du modele de 1,3M montré ici, pour lequel le comportement
rotationnel est totalement dépendant de la métallicité. Le modele pauvre en métaux est presque en rotation
solide (AQ ~ 0) et n’est pas ralenti du tout pendant la séquence principale. En comparaison, le modele plus
riche en éléments lourds est découplé pendant la majeure partie de 1’évolution (AQ ~ 0, 6) et son évolution
rotationnelle est fortement liée a I’extraction de moment cinétique sur la séquence principale.

Mentionnons que dans notre cas, faire les mémes hypotheses sur les conditions initiales, i.e. méme
contenu en moment cinétique initial et méme durée de vie de disque, nous porte a créer des modeles dé-
passant la vitesse de rupture pour les modgles a faible métallicité avec les masses les plus importantes
(1,2-1,5M;). Deux possibilités s’offrent alors qui consistent a réduire la quantité initiale de moment ciné-
tique ou augmenter la durée de couplage avec le disque, ou a prendre en compte cette perte de masse et
de moment cinétique lorsque les modeles dépassent la vitesse critique tel que cela est fait dans le cas des
étoiles massives.

Pour conclure, on peut dire que méme si le transport de moment cinétique dans la zone radiative est plus

5. ou vitesse critique : vitesse a partir de laquelle I’équateur de I’étoile n’est plus gravitationnellement li¢ a cause de la force
centrifuge.
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Taille relative de ’enveloppe convective - Effets de masse/métallicité/rotation
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FIGURE 5.8 — Evolution de la taille de I’enveloppe convective relative au rayon total de I’étoile jusqu’a la fin de la
séquence principale pour des modeles en rotation rapide (ligne pointillée) et lente (ligne continue) de 0,5 (vert), 1,0
(noir) et 1,3M (rouge) a Z = 0,0134 ,0,0043 et 0,03, (de gauche a droite).

important lorsque le contenu en métaux est plus important, ce transport n’est pas suffisant pour contrebalan-
cer le freinage également accru par I’augmentation de la taille de 1I’enveloppe convective (voir figure 5.8).
Ainsi, les modeles a faible métallicité atteignent des périodes de rotation plus élevées s’ils partent avec un
réservoir de moment cinétique égal et peuvent méme dépasser la vitesse critique. Ceci est vrai en suppo-
sant un temps de vie de disque égal quelle que soit la composition chimique du nuage initial et la masse
de I’objet central, ce qui est une hypothese tout a fait discutable. En effet, aucune observation n’indique
que le couplage du champ magnétique stellaire avec le disque protoplanétaire soit similaire a différentes
métallicités. La métallicité augmente la probabilité de formation de planete, et décroit de ce fait la durée
de vie du disque. A I'inverse, I’augmentation de métallicité, en accroissant 1’opacité, diminue le flux émis
par I’étoile et la capacité de celle-ci a photo-évaporer le disque. Les deux effets sont & prendre en compte a
différentes masses et fonctionnent a I’inverse lorsque la métallicité de I’étoile est diminuée.
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6.1 Estimation de I’Age d’étoiles jeunes - Art. Folsom et al. (2016)

Le taux de rotation de surface des étoiles jeunes de type solaire varie rapidement avec 1’age a partir de la
fin de la pré-séquence principale et pendant le début de la séquence principale. La dynamo stellaire, présente
dans ces étoiles et dépendante a la fois de la structure stellaire et de la vitesse de rotation, subit d’importants
changements lors de cette phase et ceux-ci sont observables grice a I’étude du champ magnétique.

Cette étude a pour but d’observer I’évolution de ces champs magnétiques au cours de cette période
critique en ciblant des étoiles a différentes étapes de 1I’évolution. Concretement, nous avons observé des
étoiles dans des amas ouverts et certaines associations stellaires (petits amas) dont les dges sont connus. Puis
nous avons utilisé la méthode d’imagerie Zeeman-Doppler permettant caractériser leur champ magnétique
a grande échelle et d’en étudier la complexité. Nous réalisons ainsi des cartes magnétiques permettant de
compléter le fossé observationnel existant entre les étoiles T-Tauri a des phases trés jeunes et les étoiles
déja avancées sur la séquence principale, les deux montrant des topologies magnétiques tres différentes.

Les résultats sont présentés ici pour 15 étoiles de 5 amas et associations différents, avec des ages com-
pris entre 20 et 250 Ma, des masses comprises entre 0,7 et 1,2 Mxet des périodes de rotation de 0,4 2 6
jours. On obtient alors de multiples topologies magnétiques pour des champs magnétiques avec des inten-
sités moyennes entre 14 et 140 gauss.

On montre ensuite une tendance claire mettant en évidence une décroissance de I’intensité moyenne du
champ magnétique avec I’age et une corrélation directe entre I’intensité du champ magnétique et le nombre
de Rossby (Rapport entre la période de rotation et le temps de retournement convectif dans I’enveloppe
convective : Ro = Prot/ Teony)-

Enfin, en comparant les propriétés magnétiques de nos étoiles a la fin de la pré-séquence principale avec
celles des étoiles plus jeunes et plus agées, il apparait que 1’évolution du champ magnétique des étoiles de
type solaire pendant la pré-séquence principale soit essentiellement liée a I’évolution structurelle de I’ étoile.
A I'inverse, sur la séquence principale, ¢’est surtout 1’évolution rotationnelle qui semble dicter I’évolution
du champ magnétique.
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ABSTRACT

The surface rotation rates of young solar-type stars vary rapidly with age from the end of
the pre-main sequence through the early main sequence. Important changes in the dynamos
operating in these stars may result from this evolution, which should be observable in their
surface magnetic fields. Here we present a study aimed at observing the evolution of these
magnetic fields through this critical time period. We observed stars in open clusters and stellar
associations of known ages, and used Zeeman Doppler imaging to characterize their complex
magnetic large-scale fields. Presented here are results for 15 stars, from five associations, with
ages from 20 to 250 Myr, masses from 0.7 to 1.2 M), and rotation periods from 0.4 to 6d.
We find complex large-scale magnetic field geometries, with global average strengths from
14 to 140 G. There is a clear trend towards decreasing average large-scale magnetic field
strength with age, and a tight correlation between magnetic field strength and Rossby number.
Comparing the magnetic properties of our zero-age main-sequence sample to those of both
younger and older stars, it appears that the magnetic evolution of solar-type stars during the
pre-main sequence is primarily driven by structural changes, while it closely follows the stars’
rotational evolution on the main sequence.

Key words: techniques: polarimetric —stars: formation—stars: imaging —stars: magnetic
field — stars: rotation — stars: solar-type.

1 INTRODUCTION

Solar-type stars undergo a dramatic evolution in their rotation rates
as they leave the pre-main sequence (PMS) and settle into the main
sequence (MS; for a recent review see Bouvier 2013). Early on the
PMS stellar rotation rates are regulated, likely due to interactions
between a star and its disc. Eventually, after a few Myr, solar-type

* Based on observations obtained at the Canada—France—Hawaii Telescope
(CFHT), which is operated by the National Research Council of Canada,
the Institut National des Sciences de I’Univers of the Centre National de la
Recherche Scientifique of France, and the University of Hawaii. Also based
on observations obtained at the Télescope Bernard Lyot (TBL, Pic du Midi,
France) of the Midi-Pyrénées Observatory, which is operated by the Institut
National des Sciences de 1’Univers of the Centre National de la Recherche
Scientifique of France.

t E-mail: folsomc @ujf-grenoble.fr

stars decouple from their discs and around this time the disc begins
dissipating. Since the stars are still contracting on the PMS, they
spin up. On a slower time-scale, solar-type stars lose angular mo-
mentum through a magnetized wind. Thus once a star has reached
the MS it begins to spin down (e.g. Schatzman 1962; Skumanich
1972; Mestel & Spruit 1987). Since solar-type stars have dynamo-
driven magnetic fields, there is likely an important evolution in their
magnetic properties over this time period. Such changes in magnetic
properties could be driven both by changes in rotation rate and by
changes in the internal structure of PMS stars (e.g. Gregory et al.
2012). In turn, stellar magnetic fields play a key role in angular mo-
mentum loss. Thus understanding these magnetic fields is critical
for understanding the rotational evolution of stars (e.g. Vidotto et al.
2011; Matt et al. 2012; Réville et al. 2015).

Rotation rates deeper in a star may differ somewhat from this
description of observed surface rotation rates. During the spin-
down phase angular momentum is lost from the surface of a star,
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potentially creating enhanced radial differential rotation. Recent ro-
tational models by Gallet & Bouvier (2013, 2015) use differences
between the core and envelope rotation rates to explain the evolution
of observed surface rotation rates. These models predict a period
of greatly enhanced radial differential rotation as a star reaches the
MS. Other models of the rotational evolution of stars also have im-
portant impacts on the magnetic properties of these stars, such as
the ‘Metastable Dynamo Model” of Brown (2014).

The large-scale magnetic fields of MS solar-type stars were first
observed in detail many years ago (e.g. Donati & Collier Cameron
1997), and more recently the magnetic strengths and geometries of
these stars have been characterized for a significant sample of these
stars (e.g. Petit et al. 2008). Some trends are apparent: there are
clearly contrasting magnetic properties between solar-like stars and
M-dwarfs (Morin et al. 2008, 2010). There is some evidence for a
correlation between more poloidal magnetic geometries and slow
rotation rates (Petit et al. 2008). With a large sample of stars, there
appears to be trends in large-scale magnetic field strength with age
and rotation (Vidotto et al. 2014). Zeeman broadening measure-
ments from Saar (1996) and Reiners, Basri & Browning (2009) find
trends in the small-scale magnetic field strength with rotation and
Rossby number, particularly for M-dwarfs. Donati & Landstreet
(2009) provide a detailed review of magnetic properties for a wide
range of non-degenerate stars. Currently, the BCool collaboration
is carrying out the largest systematic characterization of magnetic
fields in MS solar-type stars, with early results in Marsden et al.
(2014) and Petit et al. (in preparation).

On the PMS, large-scale magnetic fields have been observed and
characterized for a large number of stars (e.g. Donati et al. 2008a,
2010, 2011a). These observations are principally from the ‘Mag-
netic Protostars and Planets’ (MaPP) and ‘Magnetic Topologies
of Young Stars and the Survival of massive close-in Exoplanets’
(MaTYSSE) projects. There are clear differences between the mag-
netic properties of T Tauri stars (TTS) and older MS stars, which
seem to be a consequence of the internal structure of the star (Gre-
gory etal. 2012). This appears to be similar to the difference between
MS solar mass stars and M-dwarfs (Morin et al. 2008).

We aim to provide the first systematic study of the magnetic
properties of stars from the late PMS through the zero-age main
sequence (ZAMS) up to ~250 Myr. This covers the most dramatic
portion of the rotational evolution of solar mass stars. Observations
of a few individual stars in this age and mass range have been
made (e.g. HD 171488, Jeffers & Donati 2008; Jeffers et al. 2011;
HD 141943, Marsden et al. 2011; HD 106506, Waite et al. 2011;
HN Peg, Boro Saikia et al. 2015; HD 35296 and HD 29615, Waite
et al. 2015), but to date only a modest number of stars have been
observed on an individual basis.

In this paper we focus on young (not accreting) stars, in the
age range 20-250 Myr, and in the restricted mass range from 0.7
to 1.2Mc. This fills the gap between the TTS observations of
MaPP and MaTYSSE and the older MS observations of BCool. The
observations focus on stars in young clusters and associations, in
order to constrain stellar ages. Spectropolarimetric observations and
Zeeman Doppler imaging (ZDI) are used to determine the strength
and geometry of the large-scale stellar magnetic fields. This work
is being carried out as part of the “TOwards Understanding the sPIn
Evolution of Stars’ (TOUPIES) project.! Observations are ongoing
in the large programme ‘History of the Magnetic Sun’ (HMS) at the
Canada—France—Hawaii Telescope (CFHT). Future papers in this

Uhttp://ipag.osug.fr/Anr_Toupies/
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series will expand the size of the sample, and extend the age range
up to 600 Myr.

2 OBSERVATIONS

We obtained time series of spectropolarimetric observations using
the ESPaDOnS instrument at the CFHT (Donati 2003; see also
Silvester et al. 2012), and the Narval instrument (Auriere 2003) on
the Télescope Bernard Lyot (TBL) at the Observatoire du Pic du
Midi, France. Narval is a direct copy of ESPaDOnS, and thus virtu-
ally identical observing and data reduction procedures were used for
observations from the two instruments. ESPaDOnS and Narval are
both high-resolution échelle spectropolarimeters, with R ~ 65000
and nearly continuous wavelength coverage from 3700 to 10 500 A.
The instruments consist of a Cassegrain mounted polarimeter mod-
ule, which is attached by optical fibre to a cross-dispersed bench
mounted échelle spectrograph. Observations were obtained in spec-
tropolarimetric mode, which obtains circularly polarized Stokes V
spectra, in addition to the total intensity Stokes / spectra. Data re-
duction was performed with the LIBRE-ESPRIT package (Donati et al.
1997), which is optimized for ESPaDOnS and Narval, and per-
forms calibration and optimal spectrum extraction in an automated
fashion.

Observations for a single star were usually obtained within a two-
week period, and always over as small a time period as practical, (in
individual cases this ranged from one to four weeks, as detailed in
Table 1). This was done in order to avoid any potential intrinsic evo-
lution of the large-scale stellar magnetic field. Observations were
planned to obtain a minimum of 15 spectra, distributed as evenly
as possible in rotational phase, over a few consecutive rotational
cycles. However, in some cases fewer observations were achieved
due to imperfect weather during our two-week time frame. A min-
imum target signal-to-noise (S/N) of 100 was used, although this
was increased for earlier type stars and slower rotators, which were
expected to have weaker magnetic fields. A few observations fell
below this target value, and a detailed consideration of the poten-
tial impact of low S/N on spurious signals, and how to avoid this
spurious signal, are discussed in Appendix B. A summary of the
observations obtained can be found in Table 1.

2.1 Sample selection

Our observations focus on well-established solar-type members of
young stellar clusters and associations, in order to provide relatively
accurate ages. In this paper we focus on stars younger than 250 Myr,
but in future papers we will extend this to 600 Myr. In order to
provide the high S/N necessary to reliably detect magnetic fields,
the sample is restricted to relatively bright targets, V < 12, and
hence nearby stellar associations and young open clusters.

‘We attempt to focus on stars with well-established rotation peri-
ods in the literature. The current sample includes stars with rotation
periods between 0.42 and 6.2 d; however the majority of the stars
have periods between 2 and 5d.

So far the study has focused on stars between G8 and K6 spectral
types (Ter approximately from 5500 to 4500 K, with one hotter
6000 K star). This provides a sample of stars with qualitatively
similar internal structure, consisting of large convective envelopes
and radiative cores. Focusing on stars slightly cooler than the Sun
has the advantage of selecting stars with stronger magnetic fields,
due to their larger convective zones, and increasing our sensitivity to
large-scale magnetic fields, through the increased number of lines
available to least-squares deconvolution (LSD; see Section 2.2).
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Table 1. Summary of observations obtained. Exposure times are for a full sequence of four sub-exposures, and the S/N values are the peak for V spectrum

(per 1.8 kms~! spectral pixel, typically near 730 nm).

Object Coordinates Assoc. Dates of Telescope Integration Num. S/N
(RA, Dec.) observations semester time (s) Obs. range
HII 296 03:44:11.20, +23:22:45.6 Pleiades 2009 October 13-30 TBL 09B 3600 18 70-110
HII 739 03:45:42.12, 4-24:54:21.7 Pleiades 2009 October 4-November 1 TBL 09B 3600 17 140-270
HIP 12545 02:41:25.89, 4-05:59:18.4 B Pic 2012 September 25-29 CFHT 12B 640 16 110-130
BD-16351 02:01:35.61, —16:10:00.7 Columba 2012 September 25-October 1 CFHT 12B 600 16 70-100
HIP 76768 15:40:28.39, —18:41:46.2 AB Dor 2013 May 18-30 CFHT 13A 800 24 110-150
TYC 0486-4943-1 19:33:03.76, +03:45:39.7 AB Dor 2013 June 24-July 1 CFHT 13A 1400 15 95-120
TYC 5164-567-1 20:04:49.36, —02:39:20.3 AB Dor 2013 June 15-July 1 CFHT 13A 800 19 100-130
TYC 6349-0200-1 20:56:02.75, —17:10:53.9 B Pic 2013 June 15-30 CFHT 13A 800 16 120-130
TYC 6878-0195-1 19:11:44.67, —26:04:08.9 B Pic 2013 June 15-Jul 1 CFHT 13A 800 16 110-140
PELS 031 03:43:19.03, +-22:26:57.3 Pleiades 2013 November 15-23 CFHT 13B 3600 14 90-150
DX Leo 09:32:43.76, 4-26:59:18.7 Her-Lyr 2014 May 7-18 TBL 14A 600 8 250-295
V447 Lac 22:15:54.14, +54:40:22.4 Her-Lyr 2014 June 7-July 16 TBL 14A 600 7 187-227
LO Peg 21:31:01.71, +23:20:07.4 AB Dor 2014 August 16-31 TBL 14A 600 47 70-124
V439 And 00:06:36.78, +29:01:17.4 Her-Lyr 2014 September 1-27 TBL 14B 180 14 182-271
PW And 00:18:20.89, 4+-30:57:22.2 AB Dor 2014 September 3—-19 TBL 14B 1000 11 161-194

Having some spread in T is valuable, as this allows us to consider
variations in magnetic field as a function of the varying convective
zone depths.

Details on individual targets are included in Appendix A. The
physical parameters of individual targets are presented in Table 2
and Fig. 3.

2.2 Least-squares deconvolution

LSD (Donati et al. 1997; Kochukhov, Makaganiuk & Piskunov
2010) was applied to our observations, in order to detect and char-
acterize stellar magnetic fields. LSD is a cross-correlation technique
which uses many lines in the observed spectrum to produce effec-
tively a ‘mean’ observed line profile, with much higher S/N than
any individual line. Line masks, needed as input for LSD, were
constructed based on data extracted from the Vienna Atomic Line
Database (VALD; Ryabchikova et al. 1997; Kupka et al. 1999),
using ‘extract stellar’ requests. The line masks were constructed
assuming solar chemical abundances, and using the effective tem-
perature and surface gravity for each star found in Section 3.1 (and
Table 2), rounded to the nearest 500 K in 7. and 0.5 in log g.
The line masks used lines with a VALD depth parameter greater
than 0.1, and lines from 500 to 900 nm excluding Balmer lines (see
Appendix B for a discussion of the wavelength range used), and
include ~3500 lines.

The normalization of the LSD profiles is intrinsically somewhat
arbitrary (Kochukhov et al. 2010), as long as the normalization
values are used self-consistently throughout an analysis. We used
the same normalization for all stars in the sample, with the values
taken from the means from a typical line mask. The normalizing
values were a line depth of 0.39, Landé factor of 1.195, and a
wavelength of 650 nm. This normalization has no direct impact on
our results, as long as the normalization values are consistent with
the values used for measuring B, (equation 2) and for modelling
Stokes V profiles in ZDI.

The resulting LSD profiles were used to measure longitudinal
magnetic fields and radial velocities, as well as input for ZDI. Sam-
ple LSD profiles for all our stars are plotted in Fig. Al.

MNRAS 457, 580-607 (2016)

3 FUNDAMENTAL PHYSICAL PARAMETERS

3.1 Spectroscopic analysis

3.1.1 Primary analysis

Many of the stars in this study have poorly determined physical
parameters in the literature, and in several cases no spectroscopic
analysis. Thus in order to provide precise self-consistent physical
parameters, we performed a detailed spectroscopic analysis of all
the stars. The same high-resolution spectra with a wide wavelength
range that are necessary to detect magnetic fields in Stokes V are
also ideal for spectroscopic analysis in Stokes /.

The observations were first normalized to continuum level, by
fitting a low-order polynomial to carefully selected continuum re-
gions, and then dividing the spectrum by the polynomial. The quan-
titative analysis proceeded by fitting synthetic spectra to the ob-
servations, by x2 minimization, and simultaneously fitting for T,
log g, vsini, microturbulence, and radial velocity. Synthetic spec-
tra were calculated using the ZEEMAN spectrum synthesis program
(Landstreet 1988; Wade et al. 2001), which solves the polarized
radiative transfer equations assuming local thermodynamic equi-
librium (LTE). Further optimizations for negligible magnetic fields
were used (Folsom et al. 2012; Folsom 2013), and a Levenberg—
Marquardt x 2 minimization algorithm was used.

Atomic data were extracted from VALD, with an ‘extract stel-
lar’ request, with temperatures approximately matching those we
find for the stars (within 250 K). Model atmospheres from ATLAS9
(Kurucz 1993) were used, which have a plane—parallel structure, as-
sume LTE, and include solar abundances. For fitting 7. and log g,
a grid of model atmospheres was used (with a spacing of 250 K
in T and of 0.5 in log g), and interpolated between (logarithmi-
cally) to produce exact models for the fit. The fitting was done
on five independent spectral windows, each ~100 A long, from
6000 to 6700 A (6000-6100, 6100-6276, 6314—-6402, 64026500,
and 6600-6700 A). Regions contaminated by telluric lines were ex-
cluded from the fit, as was the region around the Ho Balmer line
due to its ambiguous normalization in échelle spectra. The aver-
ages of the results from the independent windows were taken as the
final best-fitting values, and the standard deviations of the results
were used as the uncertainty estimates. An example of such a fit
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Table 2. Derived fundamental parameters for the stars in our sample. Py are the adopted rotation periods, containing a mix of literature and our spectropo-
larimetric periods, as discussed in Appendix A. Radial velocities (v,) are the averages and standard deviations of our observations. Lithium abundances are in
the form log (Nri/Nu) + 12.

Star Assoc. Age Prot Tefr log g vsini & vy i
(Myr) (d) (K) (kms™") (kms™") (kms™") ©)
TYC 6349-0200-1 B Pic 24+3 3.41+0.05 4359+ 131 4.19+£031 158+05 14+03 -717+£0.14 5272
HIP 12545 B Pic 24+3 4.83 £ 0.01 44474130 4334023 102+£04 14+03  770+0.14 3972
TYC 6878-0195-1 B Pic 24+3 5.70 + 0.06 4667+120 4384029 112£04 14£03  -862+009 6842
BD-16351 Columba 426 321 £0.01 5211£109 465£0.16 102+03 15+03 1105011 42)
LO Peg ABDor 120+ 10 0423229 £0.000048 4739+ 138 4.36+£025 73.1+1.1 18+06 —19.81£2.18 457
PW And ABDor 12010 176159 £0.00006 50124108 4.42£0.18 229+02 17+04 —I11.11£048 4677
HIP 76768 ABDor 12010 3.70 £ 0.02 4506+ 153 453+£025 10.1+£0.6 06+03 —687+£038 6073
TYC 0486-4943-1 ABDor 120+ 10 3.75 +0.30 4706 £ 161 445+027 109+£04 1.1£05 —1995+004 757
TYC5164-567-1 ~ ABDor 120+ 10 4.68 =+ 0.06 5130+ 161 4454022 96403  12£06 —1625+0.15 6513
HII 739 Pleiades ~ 125+38 1.58 +0.01 6066 £89 4.64+0.09 148+03 1.8+03  564+008 5172
PELS 031 Pleiades 12548 25+0.1 5046+ 108 459+0.17 119+£03 1.6+03  617+031  35%5
HII 296 Pleiades ~ 125+8  2.60863+£0.00009 5236+ 101 433+0.16 17.6£02 1.6£03  637+020 73%)
V447 Lac Her-Lyr 257 £46 4.4266 % 0.05 5274+74 464+0.15 46£03 1.1£03 -737+004 2975
DX Leo Her-Lyr 257 £46 5.377 £ 0.073 5354+76 471+012 65+£03 13+£03  853+008  587F
V439 And HerLyr 257 +46 6.23 +0.01 5393+71 4504010 46+£03 13+03 —638+003 387
Star Assoc. L R M Teonv Rossby Ari
(L@) (R@) (M@) (d) number (dex)
TYC 6349-0200-1 B Pic 030 £0.02 0.96 % 0.07 0.851003 5057 007700, 3.30£0.15
HIP 12545 BPic  0.40£0.06 1.07 £ 0.05 0.9510:03 55.818% 0147002 3.40£0.15
TYC 6878-0195-1  BPic  0.80+0.32 1.37 £0.28 L1743 509782 010700 245+0.15
BD-16351 Columba  0.52 +0.21 0.88 +0.18 0.90%001 224133 014790 225+0.15
LO Peg ABDor  0.20 £ 0.01 0.66 £ 0.04 0.751903 27904 0024090 255+0.15
PW And ABDor 0.35£0.14 0.78 £ 0.16 0.85100 25.5M52 0071000 2.85+0.15
HIP 76768 ABDor  0.27 £ 0.06 0.85£0.11 0.807007 397536 0.09%0%3  1.25+0.15
TYC 0486-4943-1 ABDor  0.21 £ 0.08 0.69 £0.15 0.751903 288743 013109 177+0.15
TYC5164-567-1 ~ ABDor  0.50 & 0.20 0.89 £ 0.19 0907008 248717 019700 3.10£0.15
HII 739 Pleiades  1.35 £ 0.20 1.07 £ 0.06 1157098 621728 025700 3.00£0.15
PELS 031 Pleiades  0.62 % 0.06 1.05 £ 0.06 0.951003 29.013%  0.09%092 280+0.15
HII 296 Pleiades  0.49 % 0.05 0.93 £ 0.05 0.90103 20119 0131090 3.10+0.15
V447 Lac Her-Lyr  0.46 & 0.02 0.81 £ 0.03 0.9070 202710 0227000 1.95+0.15
DX Leo Her-Lyr  0.49 £ 0.02 0.81 £ 0.03 0.9010:03 201110 0271007 2.65+0.15
V439 And Her-Lyr  0.64 % 0.02 0.92 £ 0.03 0.95%0:03 179709 0357092 225+0.15

is provided in Fig. 1, and the final best parameters are reported in
Table 2.

In the computation of synthetic spectra we assumed solar abun-
dances, from Asplund et al. (2009). We checked this assumption for
a few stars (HII 739, TYC 6349-0200-1, and TYC 6878-0195-1) by
performing a full abundance analysis simultaneously with the de-
termination of the other stellar parameters. Solar abundances were
consistently found, thus we conclude that this is a sufficiently good
approximation for our analysis.

3.1.2 Secondary analysis

For all stars in the sample, we performed a secondary spectral
analysis, using spectral synthesis from the 1D hydrostatic MARCS
models of stellar atmospheres (Gustafsson et al. 2008). This analysis
produced lithium abundances (Ay;), in addition to T, log g, vsini,
and microturbulence values. We used a grid of plane—parallel model

atmospheres in LTE, with solar abundances. The grid has steps of
250 K in T, and steps of 0.5 dex in log g (note that specific abun-
dances as well as metallicity — [Fe/H] — can be adjusted precisely
through the spectral synthesis). To produce the high-resolution syn-
thetic spectra of the lithium line region (at 6707.8 A), we used the
TURBOSPECTRUM code (Alvarez & Plez 1998) and an interpolation
routine for MARCS model structures kindly provided by Masseron
(private communication). Finally, we convolved the computed syn-
thetic spectra with a Gaussian profile (in order to reproduce the
instrumental profiles of ESPaDOnS and Narval), and by a rota-
tional profile (to account for rotational velocity). Details of the
complete method and of the detailed atomic and molecular line
lists (initially extracted from the VALD data base) can be found
in Canto Martins et al. (2011). Fits to the Li lines are presented
in Fig. 2.

This MARCS spectral synthesis analysis was done independently
from the previously described analysis (ZEEMAN spectral synthesis
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analysis). It then provided a crosscheck for all the stellar parameters
produced through the zEEMAN spectral synthesis. Indeed Te, log g,
[Fe/H], v sin i, and microturbulence velocity have also been deter-
mined using MARCS synthetic spectra (mainly from the lithium
line region, with checks from regions around the Ca infrared — IR
— triplet and HpB). The stellar parameters derived from MARCS
spectral synthesis have been used for the Aj; determination. A
conservative accuracy of 0.15 dex has been adopted for the Ay;
determinations, considering an accuracy of 50 K on T; 0.5 dex
on log g; 0.15 dex on [Fe/H]; 0.5kms™! on vsini; 0.5kms™" on
microturbulence velocity.

3.1.3 Spectroscopic comparison

In general, a good agreement for all the stellar parameters was
found between the two approaches (zEEMAN versus MARCS spec-
tral synthesis). Some specific cases, however, present discrepan-
cies on some parameters. Our v sin i, measurements are consistent
within 1o for all stars except LO Peg, where we disagree at 1.90
(73.1 + 1.1 and 67 £+ 3kms™!). The vsini, value of Barnes et al.
(2005, 65.84 + 0.06kms™") is smaller than both our values, but
consistent with the MARCS value. LO Peg has the broadest line
profiles, and the line profiles most affected by spots. Thus it is not
surprising that our methods disagree slightly, due to the distorted
line profiles. Our measurements of microturbulence agree typically
within 1o, and always within 1.50. Our log ¢ measurements always
agree within 1o. This suggests we may have overestimated the un-
certainties on log g; however, in the interest of caution we retain the
current values. Our T values generally agree within 1o ; however,
there are a few significant disagreements. Our results disagree at
30 (~300 K: 6066 £ 89 and 5750 £ 50 K) for HII 739. This star
is a spectroscopic binary, with a small radial velocity separation,
and the lines of the two components largely superimposed. Since
the analyses use different selections of lines in different wavelength
windows this produces different results. We adopt the hotter T,
obtained from the bluer part of the spectrum, as this is likely less in-
fluenced by contamination from the secondary. There is a significant
disagreement in our 7 for LO Peg, by 3.50 (500 K: 4739 + 138
and 5250 = 50 K). This is likely due to the large distortions to the
line profiles by star spots, and blending of lines due to the large
v sini. We adopt the value based on the larger number of spectral
lines, which should mitigate the impact of line profile distortions,
and this value is consistent with the literature values (Jeffries et al.
1994; Bailer-Jones 2011; McCarthy & White 2012). However, this
difference may represent a real uncertainty on the 7.4 of LO Peg,
due to its large spots. For BD-16351 the 7. measurements differ
by 1.80 (210 K: 5211 £ 109 and 5000 + 50 K); however, there
is no clear error with either value. da Silva et al. (2009) find a
Tee of 5083 K for BD-16351, approximately halfway between our
values. Our 7. measurements for HII 296 differ by 2.10 (236 K:
5236 + 101 and 5000 =+ 50 K), again with no clear errors in either
value. Several literature T measurements exist for HIT 296, which
fall in the range 5100-5200 (Cayrel de Strobel 1990; Cenarro et al.
2007; Soubiran et al. 2010; Prugniel, Vauglin & Koleva 2011), thus
between our two values but favouring the higher value. The formal
disagreements in 7.g for BD-16351 and HII 296 are acceptable, and
are likely a reflection of the real systematic uncertainties involved.
Ultimately we adopt the T, values from the ZEEMAN analysis, in
order to provide a homogeneous set of values, since the values are
largely consistent, and of comparable quality.

Evolution of magnetic fields in cooler stars 585

3.2 H-R diagram and evolutionary tracks

3.2.1 H-R diagram positions

Absolute luminosities for the stars in this sample were derived from
J-band photometry, from the 2MASS project (Cutri et al. 2003).
IR photometry is preferable to optical photometry since it is likely
impacted less by star spots. This is because the brightness contrast
between spots and the quiescent photosphere is less in the IR. The
stars are all nearby, so interstellar extinction is likely negligible.
However, IR photometry further mitigates any possible impact of
extinction. Finally, 2MASS provides a homogeneous catalogue of
data for the stars in our study. The bolometric correction from Pecaut
& Mamajek (2013) was used combined with our effective tempera-
tures (from Section 3.1). Pecaut & Mamajek (2013) include results
for the 2MASS J band, and for PMS stars. We assume reddening is
negligible, since the stars are all near the Sun (<130 pc). From this
we calculate the absolute luminosities, presented in Table 2.

Six stars have precise, reliable Hipparcos parallax measurements.
We use the re-reduction of the Hipparcos data by van Leeuwen
(2007). The star TYC 6349-0200-1 does not have a Hipparcos mea-
surement, but it has a physical association with HD 199143 (van
den Ancker et al. 2000), which was observed by Hipparcos. There-
fore we use the parallax of HD 199143 for TYC 6349-0200-1 (e.g.
Evans et al. 2012). For the Pleiades, there has been a longstanding
disagreement regarding the distance, particularly between the Hip-
parcos parallax of van Leeuwen (2009) and the HST trigonometric
parallax of Soderblom et al. (2005). The recent VLBI parallax of
Melis et al. (2014) strongly supports the HST value, thus we adopt
their value and take the uncertainties on stellar distances as their
estimate of the dispersion in cluster depth. The difference between
these distances is ~10 per cent, and this degree of uncertainty has
no major impact on our results. For the other stars we use the dy-
namical distances, mostly from Torres et al. (2008), supplemented
by Montes et al. (2001) and Torres et al. (2006). These dynamical
distances are based on the proper motion of a star, and are the dis-
tance to the star that makes its real space velocity closest to that of
its association’s velocity. For these dynamical distances we adopt
a 20 per cent uncertainty, which is a conservative assumption since
the authors do not provide uncertainties. The adopted distances are
included in Table 3.

With absolute luminosities and effective temperatures, we can
infer stellar radii from the Stefan—Boltzmann law. We can also use
this information to place the stars on an H-R diagram, shown in
Fig. 3. By comparison with theoretical evolutionary tracks we can
estimate the masses of the stars.

3.2.2 Evolutionary models

We used a grid of evolutionary tracks to be published in Amard et al.
(in preparation). Standard stellar evolution models with masses from
0.5 to 2 M, were computed with the starevoL V3.30 stellar evolu-
tion code. The adopted metallicity is Z = 0.0134, which corresponds
to the solar value when using the Asplund et al. (2009) reference so-
lar abundances. The adopted mixing length parameter ayr = 1.702
is obtained by calibration of a classical (without microscopic dif-
fusion) solar model that reproduces the solar luminosity and radius
to 1073 precision at 4.57 Gyr. The models include a non-grey at-
mosphere treatment following Krishna Swamy (1966). Mass-loss is
accounted for starting at the ZAMS following Reimers (1975). The
convective boundaries are fixed by the Schwarzschild criterion, and
the local convective velocities are given by the mixing length theory.
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Table 3. Literature fundamental parameters for the stars in our sample.

Star Assoc. Age Distance Distance
(Myr) (pc) method
TYC 6349-0200-1 B Pic 24 + 3! 457 + 1.6%3 Assoc. Parallax
HIP 12545 B Pic 24 + 3! 420 + 277 Parallax
TYC 6878-0195-1 B Pic 24 + 3! 79 + 16 Dynamical
BD-16351 Columba 42 + 6! 78 + 16 Dynamical
LO Peg AB Dor 120 £ 10° 403 + 1.17 Parallax
PW And AB Dor 120 + 10° 306 + 6.17 Dynamical
HIP 76768 AB Dor 120 + 100 402 + 4.4? Parallax
TYC 0486-4943-1 AB Dor 120 + 10° 71 + 14° Dynamical
TYC 5164-567-1 AB Dor 120 £ 10° 70 + 14° Dynamical
HII 739 Pleiades 125 + 88 136.2 + 2.3° Assoc. Parallax
PELS 031 Pleiades 125 + 88 136.2 + 2.3° Assoc. Parallax
HII 296 Pleiades 125 + 88 136.2 + 2.3° Assoc. Parallax
V447 Lac Her-Lyr 257 + 46'0 46.4 + 0.5? Parallax
DX Leo Her-Lyr 257 + 46'0 56.2 + 0.6 Parallax
V439 And Her-Lyr 257 + 46'0 73.2 + 0.6 Parallax

Agereferences: ' Bell, Mamajek & Naylor (2015), ®Luhman, Stauffer & Mamajek (2005) and Barenfeld
et al. (2013), 3Stauffer, Schultz & Kirkpatrick (1998), IOL(’)pez—Santiago et al. (2006) and Eisenbeiss
et al. (2013). Distance references: 2van Leeuwen (2007), 3van den Ancker et al. (2000), Torres et al.
(2006), >Torres et al. (2008), "Montes et al. (2001), *Melis et al. (2014).
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Figure 3. H-R diagram for the stars in this study. Evolutionary tracks (solid
lines) are from Amard et al. (in preparation), and are shown for 0.1 M@
increments from 0.5 to 1.5 M. Isochrones are shown for 24 Myr (8 Pic),

42 Myr (Columba), and the ZAMS. Stars grouped by association and age,
as indicated.

This allows us to compute the convective turnover time-scale at one
pressure scaleheight above the base of the convective envelope, for
each timestep:

Th, = aHy(r)/Ve(r), ()]

where V,(r) is the local convective velocity as given by the mixing
length theory formalism at one pressure scaleheight above the base
of the convective envelope, H,(r) is the local pressure scaleheight,
and « is the mixing length parameter. This choice of convective
turnover time-scale is discussed in Appendix D.

In order to derive an estimate of the masses and convective
turnover time-scales (and hence Rossby numbers) for the stars in
our sample, we use the maximum-likelihood method described in
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Figure 4. Longitudinal magnetic field measurements for TYC 6349-200-1,

phased with the rotation periods derived in Section 4.3. The solid line is

the fit through the observations. Figures for the full sample can be found in

Appendix A.

Valle et al. (2014). We based our estimates upon T and luminosity,
and the associated error bars derived from our analysis.

3.2.3 Comparison to association isochrones

From these model evolutionary tracks we computed isochrones for
the age of each association. Comparing the observed stars positions
on the H-R diagram with the model association isochrones, we
find that the H-R diagram positions are consistent with the adopted
ages for most stars. This supports the association memberships of
those stars. However a few stars disagree with their isochrones
by more than 2o, suggesting unrecognized systematic errors, or
underestimated uncertainties. HII 739 appears to sit well above
the association isochrone (at the ZAMS for that Teg), but it is a
binary. HIP 12545 sits somewhat below the association isochrone
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by slightly more than 20, possibly suffering some extinction, but
still is well above the ZAMS. HIP 76768 sits marginally above
its isochrone (at the ZAMS), but by less than 20. PELS 031 also
sits above its isochrone, by 2o0'; however, there is no clear evidence
that it is a spectroscopic binary. These discrepancies are not due
to metallicity, since the members of one association should have
the same metallicity, and there is no observational evidence for
significantly non-solar metallicities in our sample. For the most
discrepant cases, HII 739 and HIP 12545, we derive the stellar
parameters using T.s and the age of their association, rather than
luminosity. For these two stars we also adopt the radii from the
evolutionary tracks rather than Stefan—Boltzmann law.

We use the masses derived from the H-R diagram and the stel-
lar radii to calculate a log g for the stars. Comparing this with
the spectroscopic log g we derived earlier shows that the values
are consistent. For the binary HII 739, this is only true if we use
values based on T, and age, rather than luminosity. Many of the
log g values from evolutionary radii and masses are formally more
precise than the spectroscopic values; however, we prefer the spec-
troscopic values for this study as they have fewer potential sources
of systematic uncertainty.

4 SPECTROPOLARIMETRIC ANALYSIS

4.1 Longitudinal magnetic field measurements

Measurements of the longitudinal component of the magnetic field,
averaged across the stellar disc, were made from all the individual
LSD profiles. This provides much less information than a full ZDI
map, but it depends much less on other stellar parameters (e.g. rota-
tion period, inclination, v sin /). The longitudinal magnetic field was
measured using the first-order moment method (e.g. Rees & Semel
1979), by integrating the (continuum normalized) LSD profiles /1.
and V/I. about their centre-of-gravity (vo) in velocity (v):

/(v —v)V(v)dv
By = —2.14 x 10" 2

rgse /[1 — Il dv

Here the longitudinal field By is in Gauss, c is the speed of light, and
A (the central wavelength, expressed in nm) and gs (the Landé factor)
correspond to the normalization values used to compute the LSD
profiles (see Section 2.2). The integration range used to evaluate the
equation was set to include the complete range of the absorption
line in 7, as well as in V. The resulting measurements of B, are
summarized in Table 4 and plotted, folded with the stellar rotation
periods (see Section 4.3), in Fig. 4 as well as Figs A2 and A3.

The longitudinal magnetic fields, which vary due to rotational
modulation, were used to determine a rotation period for each star.
This was done by generating periodograms, using a modified Lomb—
Scargle method, for each star. The periodograms were generated
by fitting sinusoids through the data using a grid of periods, thus
producing periodograms in period and x2. The sinusoids were in
the form

> asin'(p+¢), 3)
1=0

where 7 is the order of the sinusoid used, ¢; and ¢ are free parame-
ters, and p is the period for each point on the grid. This formalism
has the advantage of easily accounting for magnetic fields with
significant quadrupolar or octupolar components, and reduces to
a Lomb-Scargle periodogram when n = 1. Searches for a period
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Table 4. Derived magnetic properties for the stars in our sample. The maximum disc integrated longitudinal magnetic field is in column 2, and the amplitude of variability in the longitudinal field is in column

3. The surface-averaged large-scale magnetic field strength from the ZDI map is in column 4, and the maximum field value from the ZDI map is in column 5. The remaining columns present the percent of the

magnetic energy in different components of the field.

Axisym.

(per cent dip)

Axisym.

(per cent tor)

Axisym.

(per cent pol)

Axisym.

(per cent tot)

Oct.

(per cent pol)

Quad.
(per cent pol)

Dip.

(per cent pol)

Tor.
(per cent tot)

Pol.
(per cent tot)

B, peak

(B)
ZDI(G) ZDI (G)

Bl, range

BI, max

Star

(©)

(©)

22.6 57.1 28.9

30.2

22.1 68.2 8.5

77.9
5

95 59.8 184.6
4184

65

TYC 6349-0200-1
HIP 12545

64.6

86.0

39.6

59.6

11.6

16.4

57.0

43.0

7.0

115.7
55.3

40

68

31.0 71.5 10.7 6.3 36.0 17.8 76.6 21.1

198.2 69.0
209.3

92

58

TYC 6878-0195-1
BD-16351

LO Peg

41.1 8.9 93.1 10.5
38.9

8.9
7.3

24.9

55.2

382

61.8

49.0

116
150

59

80.4

48.6

42.5

9.4

354

36.8

63.2

793.4

139.6
125.8

150

24.8
84.1
6.5
88.8
51.1
58.2
60.1
753
2.0
83.3

524
92.3
66.4
40.0
452
95.6
35.9
98.4
37.8
90.4

17.0
69.3
11.5
70.6
19.1
31.6
42.8
58.0
1.9
73.0

25.6
83.7
24.8
673
26.7
75.6
42.1
2
80.0

4.4
6.7
20.2
8.5
23.7
17.9
10.8
21.6
4.6
52

11.8
53
279
10.4
16.5
15.9
14.7
352
16.1
16.2

60.4
78.5
9
74.2
26.8
21.5
62.7
29.9
71.2
72.3

24.3
62.6
4
10.6
289
68.8
10.5
85.0
17.0
40.6

75.7
374
75.7
89.4
71.1
31.2
89.5
15.0
83.1
59.4

400.7
71.5
145.5
48.3
124.2
273.6
98.8
83.0
40.2

503.6

112.8

25.0

63.9

154

44.1

80.4

39.0

29.1

13.9

175
66
48
46
28
37

50
14

36
1

125
8
28
3
15
26
50
13
18
13

TYC 0486-4943-1
TYC 5164-567-1

PW And
HIP 76768
HII 739
PELS 031
HII 296
V447 Lac
DX Leo
V439 And
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began with n = 1, and if no adequate fit to the observations could
be obtained, the order was increased to a maximum of n = 3.

These results usually produced well-defined minimum in x?2,
often with harmonics at shorter periods. However the results for five
stars were ambiguous (HIP 12545, PELS 031, HII 296, HII 739,
and V447 Lac), with comparable x> minima at multiple periods.
For stars with a well-defined minimum, we can use the change
in x2 from that minimum to provide uncertainties on the period
(e.g. Press et al. 1992). The periods found here typically have less
precision than the literature photometric period estimates. This is
a consequence of the relatively short time-span over which the
observations were collected (typically one to two weeks).

For three stars, our adopted period (see Section 4.3 and Ap-
pendix A) produced a particularly poor phasing of the B, curves.
For LO Peg, the rotation period is well established both by Barnes
etal. (2005) and by our ZDI results. While there is a lot of apparent
scatter in the B, curve, the first-order fit produces sz = 1.1.The B,
curve of HIP 12545 appears, by eye, to indicate a harmonic of the
true period. However examining the phasing of LSD profiles shows
a consistent phasing at this period and inconsistent phasings at the
possible alternatives; thus, this must be the correct period. For HII
739, there is very little variation in the longitudinal field curve, with
the exception of two observations obtained 10 d earlier than the rest
of the data. There is much clearer variability in the LSD V profiles,
and modelling those is what the period was principally based on;
however, noise is a limiting factor in our analysis of this star.

We find a wide range of longitudinal magnetic fields. The
strongest star reaches a B, of 150 G, most stars at most phases
have B, of a few tens of gauss, and a few stars have B, below 10 G
at many phases, as summarized in Table 4. We consider the maxi-
mum observed By as a proxy for the stellar magnetic field strength,
to mitigating geometric effects and rotational variability (similar
to, e.g. Marsden et al. 2014). In the maximum B,, two stars ex-
ceed 100 G, four stars are below 20 G, and the median is ~50 G.
There is an approximate trend of weakening maximum B, with age,
the youngest (~20 Myr) stars have stronger fields than the oldest
(~257 Myr); however, there is a very large scatter for the interme-
diate age stars (~120 Myr). There is also a weak trend in rotation
rate, with the fastest rotating stars having the strongest fields. A
clearer correlation in decreasing B, with Rossby number is found.
More detailed magnetic results, accounting for magnetic and stellar
geometry, are presented in Section 5.

4.2 Radial velocity

Radial velocities for each observation were measured from the LSD
profiles. These values were measured by fitting a Gaussian line pro-
file to the Stokes I LSD profile, which effectively uses the Gaussian
fit to find the centroid of the profile. The radial velocity variability
observed is not a real variation in the velocity of the star (with the
partial exception of close binaries), but rather due to distortions in
the line profile from spots on the stellar surface. These distortions
are modulated with the rotation period of the star, and thus the ap-
parent radial velocity variation can be used to measure the rotation
period of the star.

The same modified Lomb—Scargle analysis method that was used
to derive a period from the longitudinal field measurements was
applied to the radial velocity measurements. See Fig. 5 for an ex-
ample. The surface spot distribution is generally more complex than
the large-scale magnetic field distribution, and consequently the re-
sults of this analysis were more ambiguous than they were for the
magnetic field analysis. Six stars displayed periodograms with mul-
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Figure 5. Radial velocity measurements for TYC 6349-200-1, phased with
the rotation period derived in Section 4.3. The dashed line is a second-order
sine fit through the observations.

tiple ambiguous x 2 minima (HIP 12545, BD-16351, PELS 031, HII
296, HII 739, and V447 Lac). However, the periods found from the
magnetic analysis were always consistent with one of the stronger
minima from radial velocity. Thus the apparent radial velocity vari-
ability supports periods based on the longitudinal magnetic fields,
but is not always sufficient to determine a period on its own.

The observation that radial velocity variability is more ambiguous
and less sensitive to rotation periods than magnetic variability has
important implications for surveys aimed at characterizing planets
around active stars. This implies that spectropolarimetric observa-
tions are much more useful for characterizing the stellar part of the
variability than simple spectroscopic observations.

4.3 Rotation period

All of the stars in our sample have literature rotation periods. How-
ever, there is the potential for large systematic errors in these periods.
For example, nearly identical spot distributions on either side of a
star can cause a period to be underestimated by a factor of 2. Indeed
a few of the stars in our sample have conflicting literature periods.
Having an accurate rotation period is critical for an accurate ZDI
map so we verified and, when possible, rederived rotation periods
for all the stars in the sample.

Our period search used three methods. The first technique was
based on longitudinal magnetic field measurements, and is de-
scribed in Section 4.1. This method has the advantage of being
largely model independent; however, the method loses sensitivity
for more complex magnetic geometries and for largely toroidal
magnetic geometries. The second method was based on apparent
radial velocity variability, as a measure of line profile variability due
to spots (cf. Section 4.2). Most of the stars are only weakly spotted,
and thus in many cases this variability is only weakly detected. Fur-
thermore the variability in apparent radial velocity is usually more
complex than the variability in the longitudinal magnetic field. Thus
the radial velocity variability was only used to confirm the rotation
period measurements from the other two methods. The third method
was based on the ZDI analysis, searching for a period that produced
the maximum entropy ZDI map (e.g. Petit et al. 2008). Details of
the ZDI procedure are given in Section 5. Since we use the fitting
routine of Skilling & Bryan (1984), entropy rather than x? is the
correct parameter to optimize. This rotation period search starts
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with a grid of rotation periods, and for each period recomputes the
phases of the observations, then runs ZDI. From this we produce
a plot of entropy as a function of rotation period, and select the
period that maximizes entropy. This method of period searching
is more model dependent than the method based on longitudinal
magnetic fields. However, this method is more sensitive when the
magnetic field geometry is complex, since it consistently models all
the information available in the Stokes V profiles.

In most cases, all the period estimates agree with the literature
values. In a few cases, TYC 0486-4943-1, HII 739, and PELS 031,
the literature periods were inconsistent with our observations. The
final rotation periods we adopt are in Table 2. Detailed discussions
of our analyses and comparisons with literature values for all the
stars are given in Appendix A.

Emission indices were calculated for the Can H&K lines, Ha,
and the Ca IR triplet, summarized in Appendix C. These quantities
usually vary coherently with rotation phase, but do not do so in a
simple fashion, and thus were not used for period determination.

Values for the inclination of the rotation axis with respect to the
line of sight were derived using two methods. When possible, the
value was based on v sini and the combination of radius and period
to determine an equatorial velocity (v.q). However, in a few cases
the radius was poorly constrained, either due to an uncertain mag-
nitude in a binary system, or due to an uncertain distance to the star.
In these cases a second method was used, looking for the inclination
that maximizes entropy in ZDI. This was done in the same fashion
as the ZDI period search, searching a grid of inclinations and se-
lecting the one with the maximum entropy ZDI solution. This ZDI
based inclination was checked against the inclination from v sini,
radius and period, for cases with well-defined radii, and a good
agreement was consistently found. The adopted best inclinations
are given in Table 2, and in cases where the ZDI inclination was
used, a discussion of the inclination determination is provided in
Appendix A.

5 MAGNETIC MAPPING

5.1 ZDI model description

ZDI was used to reconstruct surface magnetic field maps for all the
stars in this study. ZDI uses the observed rotationally modulated
Stokes V line profiles, and inverts the time series of observations to
derive the magnetic field necessary to generate them. We used the
ZDI method of Semel (1989), Donati & Brown (1997), and Donati
et al. (2006), which represents the magnetic field as a combination
of spherical harmonics, and uses the maximum entropy regular-
ization procedure described by Skilling & Bryan (1984). ZDI was
performed using the Stokes V LSD profiles, which was necessary
to provide sufficiently large S/N.

ZDI proceeds by iteratively fitting a synthetic line profile to the
observations, subject to both x2 and the additional constraint pro-
vided by regularization, using the spherical harmonic coefficients
that describe the magnetic field as the free parameters. Therefore
the model line profile used is of some importance. We calculated
the local Stokes V line profile, at one point on the stellar surface,
using the weak field approximation:

V) = —A2 8r¢

: B,;dI/dA, 4)
dmtm,c

where 2, is the central wavelength of the line, g is the mean Landé
factor, and By is the line of sight component of the magnetic field.

Evolution of magnetic fields in cooler stars 589

The local Stokes 7 profile is approximated as a continuum level
minus a Gaussian. The local line profiles are then weighted by the
projected area and brightness of their surface element, calculated
using a classical limb darkening law, and Doppler shifted by their
rotational velocity. The local profiles are summed, and finally nor-
malized by the sum of their continuum levels and projected cell
areas to produce a final disc integrated line profile. In this study
we have assumed surface brightness variations due to star spots are
negligible. While these brightness variations are detectable in some
Stokes I profiles, they are small (1-5 percent of the line depth),
and the impact of this variability would be lost in the noise of the
observed Stokes V profiles (V profiles are typically observed with
~5o precision per pixel).

Since we are modelling LSD profiles, the mean Landé factor and
central wavelength used for the model line were set to the normal-
ization values used for LSD (Kochukhov et al. 2010). The width
of the Gaussian line profile was set empirically by fitting the line
width of the very slow rotator € Eri (Jeffers et al. 2014), which
has a spectral type typical of the stars in our sample (K2). LSD
was applied to the spectrum of € Eri with the same normaliza-
tion and line masks as used for the rest of the stars in this study.
The ZDI model / line profile was then fit to the LSD [ line profile
of the star, providing a Gaussian line width. We also checked the
line width used against theoretical models. A synthetic line profile
was calculated using the zEEMAN spectrum synthesis program for
a star with Ter = 5000 K, log g = 4.5, and 1.2kms™! of micro-
turbulence, approximately average for the stars in this study, but
no rotation. The atomic data for this model line were taken to be
the average of the atomic data used for the lines in the LSD line
mask. Line broadening included the quadratic Stark, radiative, and
van der Walls effects, as well as thermal Doppler broadening. This
detailed synthetic line profile was then fit with the Gaussian ZDI
line model, to find a theoretical best width for the ZDI line profile.
Good agreement was found, with the theoretical width and the em-
pirical width from € Eri differing by less than 10 percent; thus, a
full width at half-maximum of 7.8 kms~' (1o width of 3.2kms™!)
was adopted for the ZDI model line. Line depths were set individ-
ually for each star in the study, by fitting the central depth of the
ZDI Stokes I line to the central depth of the average LSD I line
profile.

For the stellar model we used in ZDI, v sini was taken from the
spectroscopic analysis in Section 3.1. A linear limb darkening law
was used with a limb darkening coefficient of 0.75, typical of a K
star at our model line wavelength (Gray 2005). The ZDI maps are
largely insensitive to the exact value of the limb darkening parameter
(e.g. Petit et al. 2008). The inclination of the stellar rotation axis
to the line of sight was determined from stellar radius and v sini
from Section 3 and the rotation period used for the star was derived
in Section 3. Differential rotation was assumed to be negligible;
however, this will be investigated further in the next paper in this
series. The exception to this is LO Peg, where a reliable literature
differential rotation measurement exists.

The model star was calculated using 2000 surface elements of
approximately equal area, and the spherical harmonic expansion
was carried out to the 15th order in /. For our spectral resolution
and local line with, and a typical vsini of 10kms~!, Morin et al.
(2010) suggest that only the first ~8 harmonics should carry any
useful information (ata v sini of 15kms~! that becomes the first 10
harmonics). This matches our results, as in all cases the magnetic
energy in the coefficients drops rapidly by fifth order, often sooner,
with the coefficients being driven to zero by the maximum entropy
regularization.

MNRAS 457, 580-607 (2016)
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Figure 6. Sample ZDI fit for TYC 6349-200-1. The solid lines are the
observed LSD V/I profile and the dashed lines are the fits. The profiles are
shifted vertically according to phase and labelled by rotation cycle.

5.2 ZDI results

A sample ZDI fit is presented in Fig. 6. The resulting magnetic maps
are presented in Figs A4 and AS. Several parameters describing the
magnetic strength and geometry are given in Table 4. The mean
magnetic field ((B)) is the global average strength of the (unsigned)
large-scale magnetic field over the surface of the star (i.e. the mag-
nitude of the magnetic vector averaged over the surface of the star).
The field is broken into poloidal and toroidal components (as in
Donati et al. 2006), into axisymmetric (m = 0 spherical harmonics)
and non-axisymmetric components, and the fraction of the mag-
netic energy (proportional to B?) in different components is given.

MNRAS 457, 580-607 (2016)

Note that in some cases, the values are considered as fractions of the
total magnetic energy, and in some cases they are fractions of one
component, such as the fraction of poloidal energy in the dipolar
mode.

We find a wide range of magnetic strengths and geometries.
Mean magnetic field strengths vary from 14 to 140 G, with some
dependence on age and rotation rate. The magnetic field geometries
vary from largely poloidal to largely toroidal. The majority (12/15)
of the stars have the majority of their magnetic energy in poloidal
modes; however, there are significant toroidal components found
in many stars. There is a large range of observed axisymmetry,
and the majority of the stars have the majority of their energy
in non-axisymmetric components. There is also a wide range of
complexity (dominant / order) to the fields. However, none of the
observed stars are entirely dipolar or entirely axisymmetric. This
diversity of magnetic properties is qualitatively typical of stars with
radiative cores and convective envelopes (e.g. Donati & Landstreet
2009).

6 DISCUSSION

This discussion focuses on the large-scale magnetic properties of our
sample, and trends in those properties with the physical parameters
of age, rotation period, mass, and Rossby number. We then compare
our results to those for younger TTS and older field stars, in order to
provide a synthetic description of the magnetic evolution of solar-
type stars from the early PMS to the end of the MS.

6.1 Magnetic trends in young stars
6.1.1 Trends in magnetic strength

Several trends are apparent from our sample, that are illustrated in
Fig. 7. We find a global decrease in the mean large-scale magnetic
field strength with age from 20 to 250 Myr, even though a large
scatter is seen at intermediate ages at around 120 Myr. 120 Myr
is also the age with maximum scatter in rotation period. No clear
trend between mean magnetic field strength and rotation period is
seen in our limited sample. Similarly, we do not find any clear
trend in magnetic field strength with just convective turnover time.
However, conventional («—2) dynamo generation is thought to be
due to the combination of rotation and convection, which can be
parametrized by the Rossby number of the star (the ratio of the
rotation period to the convective turnover time: R, = Prot/Tcony)-
We do find a significant trend in decreasing magnetic field strength
with Rossby number, which appears to take the form of a power
law. Fitting a power law (and excluding LO Peg, the fastest rotator)
we find (B) oc R, "+01 This is based on a x? fit, and accounts for
uncertainty in R, but not the systematic uncertainty in (B), which
is largely driven by long term variability; thus, the uncertainty on
the power law may be underestimated. LO Peg, the outlier, has by
far the lowest Rossby number in our sample, but has a comparable
field strength to the other strongly magnetic stars in our sample.
This suggests that we might be seeing evidence for the saturation of
the global magnetic field strength and hence of the stellar dynamo.
Saturation of Can H&K emission (Noyes et al. 1984), and X-ray
flux (Pizzolato et al. 2003), is well established and typically happens
around a Rossby number of 0.1.2 Zeeman broadening measurements

2 The exact value of the Rossby number is model dependent, since it depends
on the prescription for convective turnover time. Thus it can vary by a factor
of a few (see Appendix D).

9107 ‘€T 12quiaydag U0 A yUID 3p @ YHSIdAIU( 38 /310°s[euInofpioyxo-seiuwy//:dyy woy papeojumoq



Evolution of magnetic fields in cooler stars 591

T
@ [ ]
- :’: ® o N
IOOT IOOT b
L J [ ] 1
o ° ]
o) s = ) " "
< o = *
5 L. 5 ° . |
\ \
[ S A 1
@ [ ]
B 24 Myr B 24 Myr |
¢ 42 Myr ¢ 42 Myr
® 120 Myr ® ® 120 Myr o
A 257 Myr A A 257 Myr A
. L | .
]OIO 100 10 1 10
Age (Myr) P (days)
T T
@
a4 o=
100 B
®
—@—
5 g = T
= 4
A — @
e S
i
—@—
W 24 Myr
& 42 Myr
® 120 Myr o
A 257 Myr v
I L . L
100.01 0.1 1

Rossby number

Figure 7. Trends in global mean large-scale magnetic field strength with age, rotation period, and Rossby number for the stars in our sample. Different

symbols correspond to different age bins.

(Saar 1996, 2001; Reiners et al. 2009) have found some evidence
for the saturation of the small-scale magnetic field, again around
a Rossby number of 0.1, particularly for M-dwarfs. Evidence for
saturation of the global magnetic field is good for fully convective
M-dwarfs (Donati et al. 2008b; Morin et al. 2008; Vidotto et al.
2014). However, direct evidence for the saturation of the global
magnetic field in stars with radiative cores remains tentative. Vidotto
et al. (2014) studied a set of published ZDI results, which includes
the data reported here, and found evidence for the global dynamo
saturating near the same Rossby number as the X-ray flux. LO
Peg adds a significant extra data point to support this trend. It is
interesting that the X-ray flux, which is only indirectly related to
the magnetic field, the small-scale magnetic field, and the large-
scale magnetic field all show qualitatively similar behaviour with
Rossby number.

6.1.2 Trends in magnetic geometry

Turning to magnetic topology, we find that stars with largely toroidal
magnetic fields in our sample have largely axisymmetric geome-
tries, as shown in Fig. 8. More specifically the toroidal components
of the magnetic field are largely axisymmetric, and become more
axisymmetric as they become more dominant. However, the axisym-
metry of the poloidal component is independent of how toroidal the
field is, thus the trend towards axisymmetry is driven by the toroidal

component. This is in line with similar results reported for a larger
sample of late-type dwarfs by See et al. (2015), which also includes
the results presented here. We also examined the fraction of mag-
netic energy contained in the poloidal component as a function of
rotation period, shown in Fig. 8. No clear trend is seen in our sam-
ple, which encompasses a limited range of rotation periods from
about 2 to 6 d. Indeed, within this period range, the fraction of mag-
netic energy contained in the poloidal component ranges from 15
to 90 percent. In order to enlarge the period range, we combine
our sample with the slowly rotating stars reported by Petit et al.
(2008), and with additional slow rotators from the BCool sample
(Petit et al., in preparation; see Section 6.2). Petit et al. (2008) re-
ported that slowly rotating stars have dominantly poloidal fields and
rapidly rotating stars have dominantly toroidal fields. The stars of
our HMS sample all lie in the fast portion of their parameter space
and exhibit a large range of poloidal to toroidal ratios. If we con-
sider the additional data from the BCool project, we do indeed find
that very slow rotators are dominated by poloidal fields, but faster
rotators have a wide range of mixed geometries. The transition from
mixed topologies to dominantly poloidal fields seems to occur at
roughly P, &~ 10-15d, in agreement with Petit et al. (2008). In
Rossby number, this transition occurs roughly between 0.5 and 1.0
(cf. Fig. 8).

We examined the complexity of the reconstructed large-scale
magnetic field, by considering the magnetic energy in all spherical
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Figure 8. Trends in magnetic geometry. Left panel: the fraction of magnetic energy in axisymmetric modes as a function of the fraction of magnetic energy in
toroidal modes (our data only). Right panel: the fraction of magnetic energy in poloidal modes as a function of Rossby number (our data and BCool data). A
shift towards dominantly poloidal fields, from mixed toroidal-poloidal fields, is found for stars with long rotation periods. Bottom panel: fraction of magnetic
energy in spherical harmonics of order / < 2, as a function of rotation period (our data only).

harmonic modes with / < 2. This includes dipolar and quadrupolar
modes, and their corresponding toroidal modes. We find a trend
towards decreasing complexity with increasing rotation period, il-
lustrated in Fig. 8, and a similar trend with increasing Rossby num-
ber. Thus it may be that faster rotators, with stronger dynamos,
have more complex magnetic fields. This is in contrast to the fully
convective TTS that often have simple magnetic field geometries.
However, the spatial resolution of ZDI is a function of the v sini of
a star; thus, there is a potential systematic effect that could impact
on this result. The correlation we find appears to be stronger with
rotation period than v sin i, and all our stars should have maps with
a resolution higher than an / order of 2, thus this trend appears to
be real. Nevertheless, we caution the reader that this result is tenta-
tive. A more detailed investigation, with an evaluation of potential
systematics, is needed and planned for a forthcoming paper.

6.1.3 Implications for models

Barnes (2003) identified the C and I sequences of, respectively,
fast and slow rotating young MS stars. In an attempt to reproduce
these sequences, Brown (2014) proposed the ‘Metastable Dynamo
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Model’ of rotational evolution. In this model, stars are initially very
fast rotators and are weakly coupled to their winds. Eventually, stars
randomly switch to being strongly coupled to their wind, and then
quickly spin down. The difference between the weakly and strongly
coupled modes is ascribed to different magnetic topologies, hy-
pothetically corresponding to different dynamo modes. However,
within our sample we find no strong differences in magnetic geom-
etry between very fast rotators (P < 2d) and moderate rotators
(Prot > 2 d), which would essentially correspond to the transition be-
tween the C and I sequences of Barnes (2003). There is a significant
transition to dominantly poloidal fields at large Rossby numbers
or equivalently large rotation periods (Fig. 8), but that occurs at
rotation periods of ~10-15d (cf. Table 2), which is much beyond
the line between the C and I sequences. We do find a general trend
towards magnetic geometries with more energy in higher spher-
ical harmonics for shorter rotation periods (Fig. 8). These more
complex fields could be of interest for producing fast rotators that
are more weakly coupled to their wind for their global magnetic
field strength. But this trend appears to be continuous over a wide
range of rotation, so it is not clear how it would produce a bimodal
distribution, and this result is very tentative, as discussed above.
Our current results thus do not provide clear evidence to support
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the Metastable Dynamo Model. Additional planned observations of
both faster and slower rotators, with ages extending up to 600 Myr,
may provide additional constraints.

6.2 Comparison with older field stars

One of the limitations of our current sample is that it is still a
modest size, and is focused mostly on young quickly rotating stars.
Stronger conclusions can be drawn by adding older more slowly
rotating stars from previous studies. We selected stars from the
BCool sample (see Marsden et al. 2014, for the first major paper
in the series), which are mostly field MS stars with ages of a few
Gyr. This is an excellent comparison sample, as the observations
were obtained with the same instruments and observing strategy as
our observations, and the same analysis techniques were used to
derive magnetic maps for the stars. We specifically focus on stars in
a similar mass range as our sample: 0.7-0.9 M, using the objects
HD 22049 (e Eri; Jeffers et al. 2014), HD 131156A (& Boo A; Petit
et al. 2005; Morgenthaler et al. 2012), HD 131156B (£ Boo B; Petit
et al., in preparation), HD 201091 (61 Cyg A; Boro Saikia et al.,
in preparation; Petit et al., in preparation), HD 101501, HD 10476,

HD 3651, HD 39587, and HD 72905 (Petit et al., in preparation).
Ages for the stars are taken from Mamajek & Hillenbrand (2008)
based on chromospheric activity. Since these stars are on the MS,
and typically the younger half of the MS, H-R diagram ages are
highly uncertain. The exception to this is HD 201091, where we
use the more precise age of Kervella et al. (2008), based on an
interferometric radius.

With these added stars, we see a much clearer trend in large-
scale magnetic field strength with rotation period, as illustrated
in Fig. 9, while the trends in magnetic field strength with age and
Rossby number are further supported. There is still no clear correla-
tion between magnetic field strength and convective turnover time,
largely because the BCool stars have the same range of turnover
times as our sample. The added stars have a much stronger corre-
lation between rotation period and age, since by these older ages
the rotation rates of the stars have largely converged to a single
sequence. The correlation of magnetic field strength with age and
with rotation rate agree with the results from Vidotto et al. (2014);
however, they considered a much larger mass range (from ~0.2
to ~1.3M), and some of our early results were included in that
paper.

MNRAS 457, 580-607 (2016)
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6.3 Comparison with T Tauri stars

Younger TTS, with an age of a few Myr, also make an interesting
comparison to our sample. We consider seven stars from the MaPP
project: TW Hya (Donati et al. 2011a), AA Tau (Donati et al. 2010),
BP Tau (Donati et al. 2008a), GQ Lup (Donati et al. 2012), DN Tau
(Donati et al. 2013), V4046 Sgr A (Donati et al. 2011b), and V4046
Sgr B (Donati et al. 201 1b). These stars are earlier on the PMS than
our youngest stars, and are expected to still be accreting. These stars
are chosen to be in a similar mass range as our objects (0.7-1.0 M).

From Fig. 9 it is clear that TTS largely do not follow the trends
seen for ZAMS and MS stars. Their mean large-scale magnetic field
strength is about 10 times stronger than that of ZAMS stars, which
qualitatively extends the trend of decreasing magnetic field strength
with age, from the early PMS through the ZAMS and down to the
MS. However, the rotation periods of TTS are similar to those of
ZAMS stars. Hence, the difference in magnetic strength cannot re-
sult from rotational properties. Being mostly convective, TTS have
much longer convective turnover time-scales than older stars. Thus,
at a given rotation period, TTS will have smaller Rossby numbers
than ZAMS stars. This is shown in Fig. 9, where TTS have both
lower Rossby numbers and stronger magnetic fields than ZAMS
and MS dwarfs. Yet, the location of TTS in this plot is well above
the trend seen for older stars. TTS seem to have excessively strong
large-scale magnetic fields for their Rossby number compared to
the extrapolation of the magnetic field versus Rossby number re-
lationship seen for ZAMS and MS dwarfs. It is possible, although
as yet unobserved, that the energy in very small scale magnetic
structures is the same between TTS and ZAMS stars, but the large-
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scale component of the magnetic field clearly undergoes a dramatic
transition. Hence, another parameter must come into play when
comparing the magnetic properties of PMS stars to those of ZAMS
and MS stars. Most notably, the large difference in internal struc-
ture between young TTS and MS stars of the same mass must play
a role. This appears to be analogous to the transition of magnetic
properties between M-dwarfs and more massive stars (Donati et al.
2008b; Morin et al. 2008, 2010).

6.4 A synthetic view of magnetic field evolution in young stars

The trends seen in the magnetic properties of stars in the mass
range 0.7-1.2 M, as they evolve from the T Tauri phase through
the ZAMS and on to the MS, are summarized in Figs 10 and 11.
Fig. 10 shows the PMS and ZAMS stars in the H-R diagram, and
clearly illustrates the difference between the magnetic properties of
the TTS and the older PMS stars in our sample. The TTS large-scale
magnetic fields are much stronger, and consistently dominated by
a poloidal field aligned with the rotation axis (with the marginal
exception of V4046 Sgr A and B). The T Tauri magnetic fields
are also generally simpler, mostly heavily dominated by a dipolar
component. This is in strong contrast to the older PMS stars and
MS stars in our sample. This large difference in magnetic properties
may be a consequence of the large differences in internal structure
between the early and late PMS. The very young TTS are almost
entirely convective, while our later PMS stars have large radiative
cores. This implies a significantly different form of dynamo is acting
in the TTS. Donati et al. (2011b) proposed the development of a
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radiative core to explain the difference between the younger TTS
and the slightly older V4046 Sgr A and B. This is consistent with our
observation that these two stars have magnetic properties closer to
our sample than the rest of the TTS. Gregory et al. (2012) consider
this hypothesis in detail, using a sample of TTS, and compare TTS to
largely convective M-dwarfs. Another important difference between
the older PMS stars in our sample and the classical TTS is that the
latter are still accreting significant amounts of material from their
disc, while the former are well beyond the main accretion phase.
Whether the accretion process, and particularly the magnetic star—
disc interaction in TTS, impacts on their surface magnetic properties
is still to be investigated (e.g. Donati et al. 2015).

The upper panel of Fig. 11 shows the various samples in a ro-
tational evolution scheme, where rotation period is plotted as a
function of age. At similar periods, the clear differences between
TTS and ZAMS stars, discussed above, still remain. Rotational con-
vergence is seen to occur at ages larger than about 1 Gyr, and the
decrease of rotation rate for older MS stars is clearly associated
with weaker large-scale magnetic fields. However, the geometry of
the magnetic field does not seem to evolve significantly between the
ZAMS and the older MS. This supports the idea that it is primarily
dictated by the star’s internal structure, at least for rotation periods
up to 10-15d (see Section 6.1 above).

The lower panel of Fig. 11 show the samples in a Rossby number
versus age plot, which illustrates the evolution of the magnetic
dynamo with time. As discussed above (see Section 6.3) unlike the
rest of our sample, the TTS do not follow the same trend of large-
scale magnetic field strength with Rossby number. They have much
stronger magnetic fields for their nominal Rossby number than the
rest of the stars. Indeed these magnetic fields are much stronger than
the apparent saturation value from LO Peg. This further supports
the hypothesis that the magnetic dynamo operating in these stars is
significantly different than in older stars with radiative cores.

There is evidence of two groups of stars around the ZAMS with
distinct magnetic properties. One group with ages ranging from 20
to 120 Myr seems to have systematically smaller Rossby numbers
and higher large-scale magnetic field strengths than the second
group of post-ZAMS stars at about 250 Myr. Hence, in a relatively
short time frame around the ZAMS, the magnetic properties of
young stars appear to evolve significantly (this evolution is likely
continuous but we do not yet have the observations to confirm this).
This is most likely driven by the rapid rotational evolution they
experience over a few 100 Myr at the start of the MS evolution (cf.
Gallet & Bouvier 2013, 2015). Indeed, from Fig. 11 it appears that
the magnetic properties of stars evolve much less from 250 Myr to
about 2 Gyr than they do in the first 250 Myr.

The main goal of this study was to investigate how the magnetic
properties of solar-type stars evolve with time, especially during the
dramatic change their rotation rates experience around the ZAMS.
Indeed, recent models predict that, as solar-type stars land on the
ZAMS, their radiative core should spin much faster than their outer
convective envelope (e.g. Irwin et al. 2007; Spada et al. 2011).
Furthermore, the velocity gradient at the tachocline depends on the
lifetime of the accretion disc during the PMS, and slow ZAMS
rotators are predicted to have more radial differential rotation than
fast rotators (e.g. Bouvier 2008). This could conceivably impact
the internal dynamo process, and could therefore be reflected at the
stellar surface through a variety of magnetic properties. At this point
in our study, given our limited sample size and relatively narrow
range of rotation periods investigated so far, we cannot fully assess
whether the richness of magnetic properties seen in our ZAMS
sample reveals such a trend. We find no clear differences in large-
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scale magnetic field strength for a single Rossby number at different
ages, asillustrated in Fig. 11. Thus, we do not have clear evidence for
an evolution in magnetic properties with age distinct from variations
with Rossby number. The strong exception to this being the TTS,
which likely reflect an evolution in internal structure, as discussed
above. The rotational evolution models of Gallet & Bouvier (2013)
and Gallet & Bouvier (2015) predict that there is enhanced radial
differential rotation for stars just reaching the ZAMS, near 100 Myr
for stars around 0.8-1.0 M. We do not see clear evidence for this
enhanced differential rotation in the surface magnetic properties
of our stars. However, there is evidence for a significant scatter
in the magnetic properties of ZAMS solar-type stars at a given
Rossby number, most notably regarding the field geometry (cf.
Fig. 11). This scatter remains to be accounted for and may be a
signature of different processes occurring within the star at a given
mass, age, and surface rotation rate around the ZAMS. Surface,
latitudinal, differential rotation is likely detectable in several of
these stars (e.g. Petit, Donati & Collier Cameron 2002), and this
will be investigated in a forthcoming paper. Intrinsic variability
in large-scale magnetic fields, on time-scales of a year or greater,
introduces further uncertainty to this study. This can be dealt with
in a statistical fashion, by observing several stars to characterize the
range of intrinsic variability; however, that requires an expanded
sample.

7 CONCLUSIONS

We have measured the large-scale magnetic field strengths and
topologies for 15 solar-type stars close the ZAMS, with ages ranging
from 20 to 250 Myr. The stars have a range of complex magnetic ge-
ometries, with global average strengths from 14 to 140 G. This fills
the gap between younger TTS and older MS stars whose magnetic
properties have been derived elsewhere. These new results thus pro-
vide us with a continuous picture of the evolution of magnetic field
in solar-type stars from the PMS, through the ZAMS, and down
on to the MS. We find that the evolution of magnetic properties at
young ages, from the PMS to the ZAMS, is primarily driven by
structural changes in the stellar interior, as a radiative core develops
in initially fully convective stars. This is analogous to differences
observed between K and M-dwarfs. Once on the ZAMS, however,
the subsequent evolution of magnetic properties is largely driven by
the stars rotational evolution. Indeed, we find a tight relationship
between the magnitude of the large-scale mean magnetic field and
Rossby number in our ZAMS sample, which extends to the more
mature MS sample as well. While the combination of structural
changes during the PMS and rotational evolution up to and past the
ZAMS accounts for the global evolution of the magnetic properties
of solar-type stars, a significant scatter is nevertheless observed at
each age for a given mass and rotation period. Whether this resid-
ual scatter calls for an additional parameter impacting the magnetic
properties of young stars, such as internal differential rotation and
its relationship with PMS disc lifetimes, is difficult to assess from
our limited sample. We will investigate this issue further in a forth-
coming paper by enlarging our stellar sample to a wider range of
rotation periods and ages up to 600 Myr.
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APPENDIX A: INDIVIDUAL TARGETS

Al TYC 6349-200-1

TYC 6349-200-1 (AZ Cap, HD 358623, BD-17 6128) is a member
of the B Pic association (Zuckerman & Song 2004; Torres et al.
2006, 2008). Messina et al. (2010) find a photometric rotation pe-
riod of P =3.41 £ 0.05 d. Kiraga (2012) find a photometric rotation
period of P = 3.403 d, confirming this value. We find periods consis-

MNRAS 457, 580-607 (2016)

tent with these values from our search with longitudinal magnetic
fields, and our search with ZDI. Therefore we adopt a value of
P=341+0.05d.

This period is marginally inconsistent with our estimated radius
(0.96 &+ 0.07 R») and vsini (15.8 £ 0.5km s~ 1), with the radius
being too small for the period and v sini by ~1.5¢. This leads to
a poorly constrained inclination. Torres et al. (2006) note a visual
secondary at 2.2 arcsec separation, but it is 2 mag fainter and thus
has a minimal impact on the derived luminosity. The presence of
a second star would only serve to reduce the radius estimate lead-
ing to a worse discrepancy. There is some evidence for extinction
towards the star, with E(B — V) = 0.16. Therefore, we determined
an inclination by searching for the value that gives us a ZDI map
with the maximum entropy. This is the same procedure as that used
to determine periods from ZDI. We find a maximum entropy in-
clination of 52° & 20°. This inclination would imply a radius of
1.35 4+ 0.45 R». We adopt the maximum entropy inclination, but
the photometric radius (0.96 + 0.07 R¢y) since it is formally more
precise and obtained in a fashion consistent with the rest of our
sample.

A2 HIP 12545

HIP 12545 (BD+05 378, TYC 53-30-1) is a member of the 8 Pic
association (Zuckerman & Song 2004; Torres et al. 2006, 2008). A
photometric rotation period for the star was determined by Messina
et al. (2010), finding P = 4.83 £ 0.01d (note: there is a misprint
in their table 4, which has the wrong value for this period). Kiraga
(2012) found a period of 4.831 d, which confirms this value.

Our attempts to measure a rotation period from longitudinal mag-
netic field measurements produced ambiguous results, due to the
rather complicated variability of the longitudinal field. This can be
seen in the V LSD profiles, which become complicated at some
phases, but never reverse sign. The period measurement for radial
velocity produces three ambiguous values; however, one is con-
sistent with the literature period. Our measurement of the rotation
period through ZDI produced a best period of P = 4.83 d. Therefore
we can confirm the literature rotation period.

However, this period seems to be inconsistent with our derived
v sin i and radius (based on luminosity and 7). These values imply
a period P <3.75d, which is inconsistent with the literature values
and our best ZDI period. The v sini should be very accurate, as the
observed line profiles are well fit by the synthetic spectrum with
rotational broadening. With a Hipparcos parallax the distance to
the star should also be accurate. However, using this distance and
the 2MASS photometry to derive a luminosity, the star falls well
below the association isochrone on the H-R diagram. This suggests
the luminosity, and the derived radius, are underestimated. The star
is still young (~24 Myr), and there is some evidence for extinction
towards the star, with an E(B — V) of 0.17 (based on the intrinsic
colours of Pecaut & Mamajek 2013). This implies ~0.5 mag of
extinction [assuming Ay = 3.1E(B — V)]. Therefore we adopt a
mass, radius, and convective turnover time by assuming the star lies
on the association isochrone.

We derive an inclination for HIP 12545 by searching for the value
that produces a ZDI map with maximum entropy. This produces a
value of i = 39 £ 20deg. From this inclination, our vsini, and
rotation period, we can infer a radius and then with our Teg a lumi-
nosity. Using this luminosity to place the star on the H-R diagram,
we find a value consistent with the association isochrone, which
supports our inclination. This also argues against the photometric

9107 ‘€T 12quiaydag U0 A yUID 3p @ YHSIdAIU( 38 /310°s[euInofpioyxo-seiuw//:dyy woy papeojumoq



Evolution of magnetic fields in cooler stars 599

1l . 3 — 0002 0001 — T
YC 6340-0200-1 - .
0.0005 4 o001 0.0005 PELS 031 _|
0 0 0
0.001 -0,
100005 0.0005
-0.002 -0.001
002 001
0.00 0.001 0.00
0 0 0
-0.002 -0.001 -0.001
0.002 -0.002 |- 0.0008
0.001 0.0005 0.0004
(53
p—
S 0 0 0
0001 -0.0003 -0.0004
-0.002
0.001 0.0005
0.001 0.0005
0 0 0
0001 -0.0005 10,0005
| | | 1 -0.001
-0.002 —1 f i f
| | | ] 0.0004
0.0004
0.001 0.0002
0 0.0002
0 0
-0.001 -0.0002 20,0002 .
20.002 ] | 1 | ] | 1 20.0004 ] | 1 ] | 1
Z100 =50 0 50 100 4100 -50 0 50 100 -100 =50 0 50 100
Velocity (km/s) Velocity (km/s) Velocity (km/s)

Figure A1. Sample LSD V profiles for the stars in this study.

luminosity, which is inconsistent with the association isochrone as
well as the v sin i and period.

A3 TYC 6878-195-1

TYC 6878-195-1 (CD-26 13904) is a member of the B Pic as-
sociation (Torres et al. 2006, 2008). Messina et al. (2010) find a
photometric rotation period of 5.65 % 0.05 d. Messina et al. (2011)
updated this period to 5.70 £ 0.06d. Our longitudinal magnetic
field period is in good agreement with these values, as is our ZDI
period. Therefore we adopt P = 5.70 £ 0.06 d.

TYC 6878-195-1 has a companion with a separation of 1.1 arcsec
and a magnitude difference of 3.5 in V (Torres et al. 2006). This
faint secondary is not clearly visible in our spectrum of TYC 6878-
195-1. However, in our LSD profile of the star there is a constant
asymmetry to the / line profile in all rotational phases. This likely is
a weak contribution from the secondary, with a radial velocity close
to that of the primary. TYC 6878-195-1 falls above the association
isochrone on the H-R diagram, but by less than 1o, so there is no
clear evidence for the system being a photometric binary. Since the
secondary is only marginally visible in Stokes /, we assume that it
is negligible in Stokes V, and model the V profile as a single star.

A4 BD-16 351

BD-16 351 (TYC 5856-2070-1) is a poorly studied member of
the Columba association (Torres et al. 2008; da Silva et al.

2009). Messina et al. (2010) find a photometric rotation period
of P =3.21 £ 0.01 for the star.

Our rotation period search confirms the value of Messina et al.
(2010). Our best longitudinal field based rotation period is con-
sistent with this value, although it requires a second-order fit to
achieve an acceptable 2, suggesting a significant quadrupole com-
ponent to the field. The best-fitting radial velocity period is also
consistent with this value, although again it requires a second-order
fit. The best ZDI period is also consistent with this value, and
does indeed have a significant quadrupolar component to the mag-
netic field (~25 percent of the magnetic energy). Therefore we
adopt the period of P = 3.21 % 0.01 from Messina et al. (2010),
since it is consistent with our measurements but formally more
precise.

AS LO Peg

LO Peg (HIP 106231, TYC 2188-1136-1, BD+22 4409) is a mem-
ber of the AB Dor association (Zuckerman, Song & Bessell 2004;
Torres et al. 2008). Barnes et al. (2005) performed a detailed study of
LO Peg using a large data set of high-resolution spectra. They used
Doppler imaging (DI) to produce maps of the surface spot distribu-
tion for the star, and derived a rotation period, differential rotation,
and inclination for the star. They found P = 0.423 229 4 0.000 048 d
(Qeq = 14.86 £ 0.0027 radd™'), AQ = 0.0347 £ 0.0067
radd™!, and i = 45.0 £ 2.5deg. Piluso et al. (2008) per-
formed DI using a different epoch of data, and found results

MNRAS 457, 580-607 (2016)
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Figure A2. Longitudinal magnetic fields measured for stars in our sample, phased with the rotation periods derived in Section 4.3. The solid line is the fit
through the observations.

in agreement with Barnes et al. (2005), with some difference in Our period searches using longitudinal magnetic fields, radial
the detailed spot distribution. Kiraga (2012) measured a photomet- velocities, and ZDI all produced well-defined periods in agreement
ric period for LO Peg of 0.4231 d, confirming the rotation period of with Barnes et al. (2005). We performed a differential rotation search
Barnes et al. (2005). following the method of Petit et al. (2002), assuming their solar-like

MNRAS 457, 580-607 (2016)
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Figure A3. Longitudinal magnetic fields measured for stars in our sample phased with rotation period, as in Fig. A2.

differential rotation law and searching for the values that maximize
the entropy in our ZDI map. We find a value of AQ2 = 0.2 = 0.2
radd™" and Q¢q = 14.86 = 0.01 radd~', which is only marginally
significant but in good agreement with Barnes et al. (2005). Ul-

601

timately we adopt the values of P = 0.423229 + 0.000048d
and AQ = 0.034714 £ 0.006692 radd~' from Barnes et al.
(2005), since their much larger data set allows for more

precision.

MNRAS 457, 580-607 (2016)
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Figure A4. Maps of the derived magnetic fields for the stars in this study. Plotted are the radial (top), azimuthal (middle), and meridional (bottom) components
of the magnetic fields. Sub-figures are labelled by the name of the star, followed by its age and rotation period. Tick marks at the top of the figure indicate

phases at which observations were obtained.

We find a slightly larger v sini (73.1 £ 1.1kms~') than Barnes
et al. (2005, 65.84 + 0.06 km s~1). This leads to a somewhat larger
inclination (66.81’;?5'7 compared to 45.0 £ 2.5 deg). It is possible that
our vsini is influenced by spots, which have a significant impact
on the line profile shape. We find the maximum entropy inclination
from ZDI is 40 4+ 10 deg, which agrees with Barnes et al. (2005),
but is marginally inconsistent with the inclination based on v sin i
period and radius. We adopt the value from Barnes et al. (2005),
since it is consistent with our value from ZDI, and not impacted as
strongly by possible systematic errors in v sin .

MNRAS 457, 580-607 (2016)

A6 PW And

PW And (HD 1405, TYC 2261-1518-1, BD+-30 34) is a member
of the AB Dor association (Zuckerman et al. 2004; Lépez-Santiago
et al. 2006; Torres et al. 2008). Hooten & Hall (1990) found a pho-
tometric period of 1.745 d, although the value was somewhat uncer-
tain. Strassmeier & Rice (2006) derived a rotation period for the star
of 1.761 59 £ 0.000 06 d from photometry, and performed DI of sur-
face spots. From the DI process, they find v sini =23.9 £ 0.2kms~!
and i = 46° £ 7°. Their DI map finds a collection of lower latitude
spots, but no polar cap.
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Figure A5. Maps of the derived magnetic fields for the stars in this study, as in Fig. A4.

Our period search produces results in good agreement with
Strassmeier & Rice (2006), for longitudinal magnetic fields
(1.77 £+ 0.02d), radial velocities (1.76 £ 0.02d), and ZDI
(1.77 £ 0.2d). Their vsini is slightly larger than ours
(22.93 £ 0.24kms™!), although the values are close. Our incli-
nation based on v sin , radius, and period is i = 57ff% deg, which is
consistent with our ZDI maximum entropy value of i = 45° £ 15°.
Both of these are consistent with the value from Strassmeier & Rice
(2006), and we adopt their value of i = 46° & 7° as it is the formally
most precise.

A7 HIP 76768

HIP 76768 (HD 139751, BD-18 4125) is a member of the AB Dor
association (Zuckerman et al. 2004; Torres et al. 2008). The star has
a photometric rotation period of P = 3.70 £ 0.02d from Messina
etal. (2010). Our rotation period search from longitudinal magnetic
field values agrees well with this value, as does our period from
radial velocity variability, and our period search from ZDI. Our
period is formally less precise, since it was obtained over a shorter
time period; therefore we adopt the value of P =3.70 & 0.02 d from
Messina et al. (2010).

A8 TYC 0486-4943-1

TYC 0486-4943-1 is a poorly studied star in the AB Dor associa-
tion (Torres et al. 2008). Messina et al. (2010) report a photometric
period of P = 1.35 4+ 0.02; however, they note that the period

was undetected in the periodogram for their complete time series,
making this value somewhat uncertain. We find this period is in-
compatible with the variability in our longitudinal magnetic field
measurements, our radial velocity measurements, and our period
search from ZDI. Therefore we reject this rotation period.

From our longitudinal field measurements we find a best rotation
period of 3.77 d, with a second-order fit. From the ZDI maximum
entropy period search, we find a best period of 3.73 d. These periods
phase our LSD profiles in a sensible fashion, and are compatible
with the apparent radial velocity variability we find. Therefore, we
adopt a rotation period of 3.75 & 0.30d.

A9 TYC 5164-567-1

TYC 5164-567-1 (BD-03 4778) is a member of the AB Dor associ-
ation (Torres et al. 2008). Messina et al. (2010) find a photometric
rotation period of P = 4.68 4 0.06d. Our search for a rotation
period finds results that are consistent with this value for the longi-
tudinal magnetic field, radial velocity variability, and the maximum
entropy ZDI solution. Thus we confirm the P = 4.68 £ 0.06 d value
of Messina et al. (2010), and adopt their value as it is the more
precise.

A10 HII 739

HII 739 (Melotte 22 HII 739, HD 23386, V969 Tau, TYC 1803-944-
1) is a member of the Pleiades (Hertzsprung 1947; Stauffer et al.
2007). It is likely a double star, reported to be a photometric binary
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by Soderblom et al. (1993). It is not an obvious SB2 in our spectra;
however, there is a very weak asymmetry to the wings of our LSD
line profiles. Attempting to fit the LSD profile as a combination of
two lines produces a range of nearly degenerate solutions, but the
velocity separation required is roughly 10 km s~"'. There is no clear
change in this asymmetry or apparent velocity separation during our
observations. When treated as a single star and placed on the H-R
diagram, the star falls well above the cluster isochrone, and indeed
well above the ZAMS. The mass and radius implied by this H-R
diagram position are also inconsistent with our spectroscopic log g.
Thus we confirm that the star is a photometric binary, and have
tentative spectroscopic evidence for the presence of the secondary.
The mass, radius, and turnover times we adopt are based on the
association isochrone for this star.

Magnitskii (1987) reports a rotation period, based on photometry,
of P =2.70d. This is based on 83 observations over 39 d and, while
the data are phased well with this period, the amplitude of variability
is not much larger than their error bars, so this period probably has
a significant uncertainty. Marilli, Catalano & Frasca (1997) report a
photometric period of P = 0.904 d; however, the quality of the data
used to make that estimate is not clear. Messina (2001) reports a
photometric period of 0.917 £ 0.003 d. However, this was based on
only 14 observations distributed over 9d (a 7d run and a 2d run).
This makes the accuracy of this value questionable, and likely this
period is an alias of the true rotation period. Considering the v sin i
and radius we find for HII 739, a period near 0.9 d would require
an inclination of ~14°, which is unlikely although not impossible
(since the probability distribution of i for randomly oriented rotation
axes goes as sin 7) but this would imply an extremely large rotational
speed (Veq ~ 60kms™").

The variability in our LSD profiles does not phase coherently
with a 0.917 or 0.904 d period. Considering the uncertain nature of
these literature values, we reject these periods.

The longitudinal magnetic field measurements are consistent with
no variability, with the exception of the first two observations,
which were obtained 10d before the rest of the data. It is possi-
ble this change represents an intrinsic evolution of the magnetic
field; however, the significance of this difference in B is not large.
A 2.7d period does fit this data better than any period near 0.9 d;
however, the longitudinal field cannot well constrain the rotation
period.

Our period search from ZDI does not provide a unique best
period. This is due to the low amplitude of the signal in the V profiles
relative to the noise. However, the period of ~2.7 d provides a poor
fit falling in a local maximum of the periodogram but one of the
weakest local maxima. Periods near 0.9 d provide very bad fits. By
eye, the 2.7 d rotation period does not phase the LSD profiles well;
thus, we reject this period. Instead we adopt a period of 1.577d
that we derived from the 75d-long continuous Kepler K2 light-
curve obtained for HII 739, which was kindly provided to us by J.
Stauffer and L. Rebull. This period phases the longitudinal field and
radial velocity data as well as the 2.7 d period, but it corresponds
to the global best period from ZDI. Thus the 1.577 d period is both
based on higher quality photometric data, and provide a better fit to
our spectropolarimetric data.

Given the uncertainty in the luminosity and photometric radius
of HII 739, we do not use the radius period and v sini to derive
an inclination. Instead we search for the inclination which provides
the maximum entropy ZDI map, finding the value i = 51 4 20 deg.
While this value is somewhat uncertain, it is consistent with the
radius, period, and vsini values derived using the association
isochrone.
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Al11 PELS 031

PELS 031 (Melotte 22 PELS 031, TYC 1247-76-1) is a member of
the Pleiades (van Leeuwen, Alphenaar & Brand 1986; Stauffer et al.
2007). A photometric rotation period was reported by Hartman et al.
(2010) of P =2.9190 £ 0.0003. However, this does not phase our
V profiles sensibly (and is inconsistent with our ZDI period search);
therefore, we reject this period.

The range of periods that are plausible from our v sin i and radius
are roughly 1-4.5d (assuming 90 > i > 10deg). From our period
search using ZDI, the best period we find is ~2.5d. An alternative
rotation period at 5.0 d is found, but this is inconsistent with stellar
radius and v sin /; therefore, we reject it as an alias of the real value.
The maximum in entropy at 2.5 d is relatively broad (£0.1 d), due to
the short time period the observations were collected over. However,
this maximum is unique, and substantially above any other maxima
in the periodogram. This does not provide the optimal phasing of
our longitudinal magnetic field measurements, but the phasing is
acceptable, and the variability in B is weak. A large number of the
V profiles of PELS 031 show ‘crossover’ signatures, with small net
longitudinal field values, consequently the longitudinal magnetic
field is not as well suited to determining the rotation period as a full
ZDI fit. These nearly constant crossover signatures suggest a strong
toroidal belt, which is confirmed by the ZDI magnetic map. The
radial velocity periodogram is ambiguous, but the strongest period
is 2.7 & 0.2 d. Therefore we adopt 2.5 4 0.1 d as the rotation period
for the star, but note that this is the one case where we do not have
a strong confirmation of the ZDI period through other measures.

A12 HII 296

HII 296 (Melotte 22 HII 296, V966 Tau, TYC 1799-963-1) is a
member of the Pleiades (Hertzsprung 1947; Deacon & Hambly
2004). An older rotation period measurement exists for HII 296
from Magnitskii (1987) of P = 2.53 d, based on photometry. This
period appears to phase their observations well; however, it is not
clear how precise this value is. A more recent period was measured
by Hartman et al. (2010) of P =2.608 63 £+ 0.00009d, based on
photometry (Sloan r band). Our data was not sufficient to derive a
reliable unique rotation period for this star, largely due to the weak
amplitude of the Stokes V signatures relative to the noise. However,
in our data a period of 2.61d is one of the two best maximum
entropy solutions from ZDI. This is strongest maximum entropy
period that is also consistent with the longitudinal magnetic field
variability. We adopt the value from Hartman et al. (2010), as it is
more precise, and more importantly it phases our observations well
for both longitudinal magnetic field and ZDI maps.

Al13 V447 Lac

V447 Lac (HD 211472, HIP 109926, TYC 3986-2960-1, BD+53
2831) is a member of the Her-Lyr moving group (Eisenbeiss et al.
2013). Strassmeier et al. (2000) find a photometric rotation period
of 4.4266 d (based on 74 observations over 88 d).

Our period search for the star from longitudinal magnetic field
measurements yields several ambiguous periods, due to our rela-
tively sparse data set. However, one of the stronger minima in x2
is consistent with the period from Strassmeier et al. (2000). We
find no clear radial velocity variability. The period search from ZDI
is similarly ambiguous; however, again one of the stronger max-
ima agrees with Strassmeier et al. (2000). Our observed v sini is
low (4.6 £ 0.3kms™!), but when combined with the derived radius
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(0.81 + 0.03 R»), it is consistent with this period (for i = 293).
Therefore, our data support the period of Strassmeier et al. (2000).
Since they provide no uncertainty estimate we assume a conserva-
tive uncertainty of 0.1, and we adopt the value of P =4.43 +0.10d.

Al4 DX Leo

DX Leo (HD 82443, HIP 46843, TYC 1962-469-1, BD+27 1775)
is a member of the Her-Lyr moving group (Gaidos 1998; Eisenbeiss
etal. 2013). Messina et al. (1999) performed a detailed study of DX
Leo, and they find a rotation period of P =5.377 + 0.073 d, based on
photometry. They also derive an approximate differential rotation
of AQ/Qeq ~ 0.04, based on apparently cyclical variations in their
measured rotation periods. They also attempt to map the spot distri-
bution of the star based on this photometry, (using an approximate
inclination of i = 60°). Strassmeier et al. (2000) measured a pho-
tometric rotation period of 5.409 d, based on a smaller data set (46
observations over 91 d). This strongly supports the value of Messina
et al. (1999), and we prefer the value of Messina et al. (1999) since
it was based on a larger data set, and being slightly shorter may be
closer to the true equatorial period, due to differential rotation.

Our observations agree with the period of Messina et al. (1999).
We find a well-defined period from longitudinal magnetic field
data (P =5.187%12d), and a consistent period from the radial
velocity variability. We also find a consistent period from our
ZDI analysis (P = 5.45 £ 0.15d). Therefore, we adopt the value
P =5.377 £ 0.073 d. Based on this period and our radius and v sin i
measurements, we derive an inclination of i = 58.0%%, which is
consistent with Messina et al. (1999).

A15 V439 And

V439 And (HD 166, HIP 544, TYC 1735-927-1, BD+28 4704)
is a member of the Her-Lyr moving group (Gaidos 1998; Lopez-
Santiago et al. 2006; Eisenbeiss et al. 2013). Gaidos, Henry & Henry
(2000) find a photometric rotation period of 6.23 £ 0.01d, based
on 33 observations. Lopez-Santiago et al. (2010) and Eisenbeiss
etal. (2013) quote a rotation period from the literature of 5.69 d, but
neither set of authors provides a reference for this value; thus, we
consider this value unreliable. Our period search with longitudinal
magnetic fields (P = 6.5 £ 0.4d) and ZDI (P = 6.15 £ 0.20d)
produce consistent values, but with significant uncertainties. The
radial velocity variability is very weak, and the period search from
radial velocity is somewhat ambiguous, but the dominant period
is 6.0 £ 0.4 d, with several aliases near 2d. These periods are all
consistent with our observed v sin i and derived radius. Since all our
period estimates are in good agreement with Gaidos et al. (2000)
we adopt their rotation period.

APPENDIX B: SPURIOUS SIGNAL IN LOW
S/N OBSERVATIONS

Technical problems were encountered during preparatory runs for
this project, for observations of late-type stars (G and K) with low
S/N (<70 at the peak, per spectral pixel). In these observations,
spurious signal in the diagnostic ‘Null’ was found, which appears
to also contaminate the Stokes V profile. The null spectrum is gen-
erated in a similar fashion to the V spectrum, but sub-exposures of
different polarization are combined destructively as described by
Donati et al. (1997). If the instrument is functioning properly the
null is expected to contain only noise. We have encountered this
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Figure B1. Left: two sample null LSD profiles, with spurious signal (from
HII 296). Right: the same two null LSD profiles calculated using only higher
S/N orders (redwards of 500 nm). This example represents the worst case
for observations included in our analysis. The large majority of observations
were collected at higher S/N and do not have any detectable spurious signal
in the null.

problem with observations from both ESPaDOnS at the CFHT and
with Narval at the TBL. The spurious signal is only clearly visible in
LSD profiles of the stars; however, in the worst cases its amplitude
can approach that of a typical Zeeman signature in these stars.

In light of this, the CFHT engineering run 12BE96 was devoted to
investigating the problem. The conclusions from that run were that
the problem stems from imperfect background subtraction during
the data reduction phase, and that the problem can be resolved by
ensuring a peak S/N above 100. For observations of late-type stars
with S/N <70, the spectral orders far to the blue can contain only
a few counts per CCD pixel above an interorder background of a
few hundred. Thus, a small underestimation of the interorder back-
ground can have a large impact the reduced spectrum, particularly
in the blue.

On careful inspection of observations badly contaminated with
this spurious signal, we find that it is generated in the bluemost
spectral orders, where the S/N is lowest. Specifically, LSD profiles
generated using lower S/N spectral orders produce substantially
worse spurious contamination, whereas LSD profiles generated us-
ing higher S/N spectral orders have little to no spurious contamina-
tion. This is illustrated in Fig. B1. We speculate that this problem
has not been encountered in low S/N observations of hot stars due
to the lower density of spectral lines in the low S/N orders of those
observations. Both hotter and cooler stars have the majority of their
spectral lines in the blue, but for hotter stars this is near the peak
of the flux distribution. Thus for hot stars, spurious signal may be
present in the low S/N orders in the red; however, since very few
spectra lines are in the red it would likely not contaminate an LSD
profile to any detectable degree.

This matches our experience with preliminary observations for
the HMS project. For observations made after 2012, where we
maintain a S/N above 100 (typically 150) we do not encounter any
significant spurious signal. However, for some older observations
obtained with Narval at the TBL in 2009 where the S/N falls below
100, a weak spurious signal in the null profile can be observed. In
these cases, the spurious signal is generated in the bluemost spectral
orders, where the S/N is lowest.
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For observations of some stars with peak S/N between 100 and
150, while no statically significant spurious signal is found in in-
dividual observations, averaging over all observations of a star can
produce a weak but significant spurious signal in the mean null LSD
profile. This suggests that there may still be a weak spurious signal
in the observations at this S/N level. Restricting the LSD analysis to
higher S/N orders of the star (e.g. >500 nm) eliminates the spurious
signal in these mean LSD profiles.

Because of this spurious S/N problem, in the observations for
this programme we always aimed for a peak S/N above 100, and
preferably above 150. Furthermore, for all our observations we
restrict our analysis to the red part of the spectrum, >500 nm.
This ensures we avoid contamination by any potential spurious
signal. Since there is very little real signal in those bluemost orders,
discarding them has virtually no impact on the sensitivity of our
observations. Thus the restriction to >500 nm can be applied to all
observations without any loss of data quality.

APPENDIX C: EMISSION INDICES

For all the observations, we calculated indices characterizing the
emission in a few lines, following the procedure of Marsden et al.
(2014). For the calcium H&K lines, we calculated a Mount Wilson
S-index following the method of Wright et al. (2004). We used the
calibration of the S-index for ESPaDOnS and Narval from Marsden
et al. (2014), thus these values are directly comparable to the Mt
Wilson S-index measurements. The S-index was calculated using
the flux in two triangular filters centred on the H&K lines, divided
by the flux in two rectangular filters on either side of the H&K lines.
These fluxes were scaled by calibration coefficients for ESPaDOnS
and Narval from Marsden et al. (2014). We calculated similar in-
dices for the calcium infrared triplet (Ca IRT) and He. The Ca
IRT index consists of three rectangular filters centred on the lines
in the triplet, and a pair of rectangular filters on either side of the
triplet defining the continuum level. We also calculated an index for
Ha emission, consisting of a rectangular filter centred on He, and
a pair of rectangular filters on either side defining the continuum
level. These values are summarized in Table C1.

Chromospheric emission should be modulated with stellar rota-
tion. However, due to its complex structure, and large amount of
intrinsic variability, it provides a poor means of measuring stellar
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Figure C1. Emission indices measured for TYC 6349-200-1, phased with
the rotation period derived in Section 4.3. Plotted are the S index (for Can
H&K emission), and similar indices constructed for Ha and the Ca IR triplet.

rotation. Consequently, we phase the emission indices with the stel-
lar rotation period, and generally they show coherent variability, but
we do not attempt to measure a stellar rotation period from them.
An example of emission indices phased with their stellar rotation
period is shown in Fig. C1.

Since the chromospheric structure is more complex than the large-
scale photospheric magnetic structure, the chromospheric variabil-
ity is more complicated than the disc-integrated longitudinal mag-
netic field. Furthermore, the chromospheric structure may change
more rapidly than the photospheric magnetic field, so variability be-
tween rotation cycles may be much larger for these emission indices
than the observed magnetic fields.

APPENDIX D: CONVECTIVE TURNOVER
TIMES

In order to calculate accurate Rossby numbers, realistic convec-
tive turnover times are necessary. In this work we used convective
turnover times computed from the evolutionary models in Sec-
tion 3.2, and take the value at one pressure scaleheight above

Table C1. Emission line indices for the stars in this study. Presented are the means and standard deviations (characterizing variability) for

the full observed data sets.

Star Assoc. S index Ho index Ca IRT index
Mean Stdev. Mean Stdev. Mean Stdev.
TYC 6349-0200-1 B Pic 8.53 0.79 0.567 0.011 1.158 0.017
HIP 12545 B Pic 6.80 0.53 0.581 0.014 1.180 0.019
TYC 6878-0195-1 B Pic 3.96 0.33 0.494 0.009 1.109 0.013
BD-16351 Columba 1.58 0.29 0.464 0.009 1.092 0.015
LO Peg AB Dor 2.52 0.29 0.593 0.015 1.186 0.016
PW And AB Dor 1.45 0.08 0.515 0.012 1.188 0.014
HIP 76768 AB Dor 4.78 1.16 0.563 0.017 1.140 0.021
TYC 0486-4943-1 AB Dor 2.55 0.37 0.452 0.006 1.024 0.006
TYC 5164-567-1 AB Dor 1.53 0.15 0.413 0.005 1.040 0.007
HII 739 Pleiades 0.53 0.01 0.368 0.003 1.048 0.007
PELS 031 Pleiades 1.93 0.26 0.454 0.006 1.086 0.011
HII 296 Pleiades 1.05 0.05 0.425 0.006 1.098 0.013
V447 Lac Her-Lyr 0.52 0.01 0.334 0.002 0.892 0.005
DX Leo Her-Lyr 0.61 0.01 0.363 0.004 0.968 0.004
V439 And Her-Lyr 0.46 0.02 0.321 0.002 0.885 0.006
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the base of the convection zone. The location of one pressure
scaleheight was chosen as this yields values the most consistent
with Noyes et al. (1984) and Cranmer & Saar (2011). This makes
our Rossby numbers the most directly comparable to many liter-
ature values. Changing the location in the model where the con-
vective turnover time is taken significantly changes the resulting
turnover time. However, this does so in a uniform fashion for all our
stars; thus, it does not change the quality of the correlation between
Rossby number and mean large-scale magnetic field strength, dis-
cussed in Section 6.1. The exponent of the power law describing this
correlation is not significantly affected by the choice of location;
however, the coefficient in front of the power law does change. This
is important in that it impacts specific value of the Rossby number
at which magnetic saturation may occur.

For the comparison sample of older field stars, discussed in Sec-
tion 6.2, we calculated convective turnover times in the same way
as for our younger sample, using the same theoretical evolutionary
tracks. T.¢ was taken from the references for individual stars in that
section. We rederived luminosities for the stars in a homogeneous
fashion. Luminosity was computed using 2MASS J-band photom-
etry, Hipparcos parallaxes, and the bolometric correction of Pecaut
& Mamajek (2013), and assuming negligible extinction. The excep-
tion to this is HD 131156A & B, which is unresolved in 2MASS;
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thus, we use V-band photometry and the relevant bolometric cor-
rection from Pecaut & Mamajek (2013). The Ty and luminosity
were compared to evolutionary tracks and used to derive convective
turnover times.

For the comparison sample of TTS, discussed in Section 6.3,
convective turnover times were calculated in the same fashion as
for our older star samples. Luminosity and 7.¢ were taken from the
literature sources in Section 6.3, and compared to the evolutionary
tracks to derive convective turnover times. We did not rederive lu-
minosities for these stars, given the complexities involved due to
large amounts of variability and extinction. Note that there is po-
tentially a large systematic uncertainty in these convective turnover
times. As these stars become fully convective, the location of the
dynamo may change; thus, it is not clear at what point in the star
to take the convective turnover time. We have continued to use the
value at one pressure scaleheight above the base of the convection
zone; however, this approaches one pressure scaleheight above the
centre of the star.

This paper has been typeset from a TEX/IATEX file prepared by the author.
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CHAPITRE 6. APPLICATIONS DE LA GRILLE A DES CAS PRATIQUES

6.2 Habitabilité - Art. Gallet et al. (2016)

Le nombre d’exoplanetes détectées et confirmées ne cesse de croitre, si bien que la probabilité de trouver
une planete semblable a la Terre augmente continuellement. La zone habitable, définie suivant différents
criteres variables d’une étude a I’autre, rend compte de la région autour de I’étoile dans laquelle 1’eau
liquide, symbole de vie, peut étre présente a la surface des planetes. Mais, alors qu’il est clair qu’étre dans
la zone habitable pour une planéte n’implique pas nécessairement d’étre habitable, une étude systématique
de I’évolution de cette région est nécessaire pour prendre en compte I’évolution des parametres stellaires
dont elle dépend.

Dans le cadre de cette étude, nous utilisons des modeles d’évolution avec un traitement cohérent de
I’évolution rotationnelle calculés avec STAREVOL, pour étudier I’évolution de la zone habitable et les
limites de ce que nous appellerons la zone d’habitabilité continue (continuous habitable zone : Ensemble
des orbites pour lesquelles une planéte restera habitable pendant une durée donnée (2 ou 4 Ga ici)) en
fonction de différents parametres stellaires tels que la masse de 1’étoile et de la planete, la métallicité ou la
vitesse de rotation.

Nous montrons que la masse et la métallicité sont les parametres stellaires qui ont les effets les plus
importants sur les limites de la zone d’habitabilité. Et, a I’inverse, pour une étoile de masse donnée a une
certaine composition chimique, la rotation stellaire n’a qu’un effet marginal sur ces limites et ne modifie pas
la largeur de la zone habitable. De plus, on confirme que pour une étoile de masse et métallicité données,
les limites de la zone habitable restent constantes pendant la quasi-totalité de la séquence principale.

L’évolution des limites de la zone habitable est également corrélée a I’évolution de I’activité stellaire
(quantifiée grace nombre de Rossby ici) qui dépend de la masse considérée. On montre en particulier que
I’activité magnétique n’a que peu de conséquence dans le cas des étoiles plus massives, mais que ses effets
peuvent avoir un impact important sur 1’habitabilité autour des naines M. Ainsi, pour ces étoiles, I’activité
stellaire ne peut etre négligée et peut avoir un impact important sur le développement de la vie, spécialement
au début de la zone habitable continue des étoiles de faibles masses.

En utilisant des lois d’échelles empiriques pour quantifier I’intensité du champ magnétique stellaire, on
peut également contraindre (a I’ordre 0) le champ magnétique de la planete requis pour que sa magnéto-
spheére offre une protection suffisante pendant toute 1’évolution de I’étoile.

Les résultats de cet article peuvent étre utilisés pour estimer au premier ordre I’habitabilité d’une exo-
planete.
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ABSTRACT

Context. With the ever growing number of detected and confirmed exoplanets, the probability to find a planet that looks like the Earth
increases continuously. While it is clear that being in the habitable zone does not imply being habitable, a systematic study of the
evolution of the habitable zone is required to account for its dependence upon stellar parameters.

Aims. In this article, we aim to provide the community with the dependence of the habitable zone upon the stellar mass, metallicity,
rotation, and for various prescriptions of the limits of the habitable zone.

Methods. We use stellar evolution models computed with the code STAREVOL, that includes the most up to date physical mecha-
nisms of internal transport of angular momentum, and external wind braking, to study the evolution of the habitable zone and of the
continuously habitable zone limits.

Results. Mass and metallicity are the stellar parameters that have the most dramatic effects on the habitable zone limits. Conversely,
for a given stellar mass and metallicity, stellar rotation has only a marginal effect on these limits and does not modify the width of
the habitable zone. Moreover, and as expected on the main-sequence phase and for a given stellar mass and metallicity, the habitable
zone limits remain almost constant which confirm the usual assumptions of a relative constancy of these limits during that phase. The
evolution of the habitable zone limits is also correlated to the evolution of the stellar activity (through the Rossby number) that de-
pends on the stellar mass considered. While the magnetic activity has negligible consequence in the case of more massive stars, these
effects may have a strong impact on the habitability of a planet around M dwarf stars. Thus, stellar activity cannot be neglected and
may have strong impacts on the development of life during the early stage of the continuously habitable zone phase of low-mass stars.
Using observed trends of stellar magnetic field strength we also constrain the planetary magnetic field (at the zero order) required for
a sufficient magnetospheric protection during the whole stellar evolution.

Conclusions. We explicit for the first time the systematic dependence of planet habitability on stellar parameters along the full evo-
lution of low- and intermediate-mass stars. These results can be used as physical inputs for a first order estimation of exoplanetary
habitability.

Key words. Planets-Stars: interaction — Stars: evolution — Stars: activity — Stars: solar-type — Stars: low-mass — Planets and satellites:

physical evolution

1. Introduction

With more than 3000 exoplanets detected inside a broad range of
configurations in terms of distance from the star, size, mass, and
atmospheric conditions, the probability to find more habitable
planets may dramatically increase in near future.

Thanks to the improving accuracy of modern observational
techniques, such as the radial velocity and transit methods,
newly detected planets have continuously reached smaller ra-
dius and mass since the first confirmed exoplanet 51 Peg
b (» 150 Mpg) discovered by Mayor & Queloz (1995). At
the beginning, observed exoplanets were only found close to
their host star (later named hot Jupiters), but now detection
of telluric planets starts to be frequent' e.g. Gliese 581 ¢
(Udry et al. 2007), Gliese 581 ¢ (Mayor et al. 2009), Kepler-
9 d (Holmanetal. 2010), Kepler-10 b (Batalha et al. 2011),
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Kepler-11 f (Lissauer etal. 2011), Kepler-37 d (Borucki et al.
2011), alpha Cen B b (Dumusque et al. 2012), Kepler-186 f
(Quintana et al. 2014), Kepler-438 b (Torres et al. 2015).

Among these observed objects, there is Kepler-438 b
(Torres et al. 2015) that have been recently confirmed to be in-
side the habitable zone of its host’s star Kepler-438, an M-dwarf
star that have a mass of 0.544 M, and a radius of 0.520 Re.
Kepler-438 b is quite close from the Earth’s radius (1.12 Rg),
and though to possess a rocky internal structure with a prob-
ability of 69.6% (Torres et al. 2015). Such peculiar star-planet
system is very interesting to analyse since in that configuration,
i.e. where the planet is quite close to its star (around 0.16 AU
for Kepler-438 b), both magnetic and tidal interactions between
the two bodies are not negligible (e.g. Strugarek et al. 2014,
2015; Mathis 2015; Bolmont & Mathis 2016) and could im-
ply tidal dissipation, spin-orbit resonance, and synchronisation
of the planet rotation period (Heller et al. 2011; Quintana et al.
2014).
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Studying and constrain habitability of this kind of star-planet
systems will then be quite difficult but interesting as every phys-
ical processes that play even a minor role in the close environ-
ment of the star will have to be included.

Life can be found in an extremely wide variety of condi-
tions. Even on Earth, life forms can be found from extremophile
up to mesophile organisms. Since “life” is a process rather
than a substance, providing a definition for it is not straightfor-
ward. However, the development of life needs three key ingre-
dients: a source of energy, some organic material, and a solvent
(Forget 2013). Life form beyond Earth boundary is completely
unknown (yet) and naturally leads to habitable zone’s conditions
described for the kind of organisms found on Earth. However
and despite this geocentric definition, the habitable zone is gen-
erally defined in astrophysics as the orbital area around a star
where liquid water can be present at the surface of the planet
(Hart 1976; Kasting et al. 1993; Leconte et al. 2015; Gallet et al.
2016). Indeed, water is one of the main ingredients for organisms
to metabolize and reproduce (Kasting 2010; Gtidel et al. 2014).

A planet is called habitable when its orbital radius lies in-
side the habitable zone and the conditions of habitability are ful-
filled. These conditions are not well defined yet and are linked to
complexification processes. For instance, the presence of a plan-
etary magnetosphere is thought to have a strong impact in help-
ing complexification through magnetic shielding (Vidotto et al.
2013; Strugarek et al. 2014, 2015; Vidotto et al. 2015). While
the temporal evolution of the habitable zone is often not taken
into account to study planetary habitability (Kasting et al. 1993;
Leconte et al. 2013b), the earlier and subsequent evolution of
the habitable zone limits closely follow the inherent evolution
of the host-star parameters (Gallet et al. 2016). This evolution
can be very fast during peculiar phases of the stellar life, so that
a planet seen in the habitable zone at a time ¢ can leave it in few
Myrs. This leads to another important concept that is the contin-
uously habitable zone limits which is linked to the time required,
for a planet inside the habitable zone, to favour the emergence
of complex organisms (Kasting et al. 1993). The minimum time
required by “life” for complexification is not well known and is
usually fixed assuming Earth-like life (between 2 and 4 Gyr, see
Valle et al. 2014; Truitt et al. 2015).

Because of these complex habitability conditions, a planet
found inside the habitable zone is not necessarily considered as
habitable. However, the prime condition to analyse when study-
ing the habitability of a recently detected planet is whether of
not this planet is inside the habitable zone. We then definitely
need to perfectly comprehend its evolution as a function of the
variation of the stellar parameters.

The aim of this article is to study the impact of stellar param-
eters such as metallicity, mass, and rotation all along the evo-
lution of low- and intermediate mass stars on the limits of the
habitable zone (hereafter HZ, see also Gallet et al. 2016). Such
investigation has already been performed by Valle et al. (2014),
Truitt et al. (2015) and more recently by Gallet et al. (2016), but
in the case of non-rotating stellar models. Here we investigate
for the first time the impact of stellar rotation and look for a cor-
relation between the stellar activity and the evolution of the HZ
limits. We also display more details and extend the results of
Gallet et al. (2016).

The structure of this article is as follows. In Sect. 2 we
present the reference grid of stellar models that we used to get
the evolution of the internal structure and global parameters that
play a role in the current prescriptions for habitability. In Sect.
3 we give the prescriptions we use for the definition of the HZ
and its evolution from the early pre-main sequence phase up to

the red giant branch as a function of the stellar parameters. We
first study the impact of stellar parameters (including rotation
and metallicity ranging from Z=0.0005 to Z=0.0255) along the
evolution of a solar-type star in Sect. 4 and explore the range
of stellar mass between 0.2 and 2 solar masses in Sect. 5. We
then examine in Sect. 6 the evolution of the continuously habit-
able zone. Finally, in Sect. 7 we explore the correlation between
stellar activity and evolution of the habitable zone limits and we
conclude in Sect. 8.

2. Reference grid of stellar models

This paper is based on a grid of standard and rotating stellar
models we computed with the code STAREVOL for a range
of initial masses between 0.2 and 2 Mg and for four values of
[Fe/H] = 0.28, 0, -0.49, and -1.42 (corresponding to metallici-
ties Z=0.0255, 0.0134, 4.3x1073, and 5x107* respectively).

We refer to Amard et al. (2016) for a detailed description of
the stellar evolution code STAREVOL and of the physical in-
puts (equation of state, nuclear reaction, opacities) as well as the
mechanisms that impact the internal transport of chemicals and
angular momentum. We briefly recall here the main points.

2.1. Basic input physics

At solar metallicity, the initial helium mass fraction and the mix-
ing length parameters are calibrated on a solar model with the so-
lar mixture of Asplund et al. (2009), and their values are 0.2689
and 1.702 respectively. We kept the same value of the mixing
length parameter for all the stellar models. Mass loss rate is ap-
plied from the first model on the pre-main sequence (hereafter
PMS) and estimated using the prescription of Cranmer & Saar
(2011).

Figure 1 shows the evolution tracks in the Hertzsprung-
Russell diagram (hereafter HRD) of the standard models of
masses 0.2, 0.3, 0.5, 0.6, 0.7, 0.8, 1.0, 1.2, 1.4, 1.6, 1.8, and 2
M, at solar metallicity.
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Fig. 1. Stellar evolution tracks in the HRD for the standard mod-
els 0of 0.2, 0.3, 0.5, 0.6, 0.7, 0.8, 1.0, 1.2, 1.4, 1.6, 1.8, and 2
M, at solar metallicity. The tracks are shown up to the red-giant
branch tip for the more massive stars that have a lifetime lower
than 20 Gyr, and up to this age for the lower mass stars.
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Table 1. Initial velocity used for the stellar rotating tracks at
solar metallicity.

Mass  Initial velocity — Designation
(Mo) Qo)

0.3 23 fast

0.3 3.8 slow

1.0 18.1 fast

1.0 3.64 slow

1.4 10 fast

1.4 2.78 slow

2.0 3.97 fast

2.0 2.4 slow

2.2. Rotation

In this work additional rotating models for the 0.3, 1, 1.4, and
2 M, stars (see Tab. 1) at various initial rotation rate are also
considered but not shown in Fig. 1.

The treatment of angular momentum evolution is applied
from the first model on the PMS phase using the complete
formalism developed by Zahn (1992); Maeder & Zahn (1998);
Mathis & Zahn (2004), which takes into account advection by
meridional circulation and diffusion by shear turbulence (see
Palacios et al. 2003, 2006; Decressin et al. 2009). Solid-body ro-
tation is assumed for the convective regions. Magnetic braking
is applied from the PMS onward and up to the tip of the red giant
branch following Matt et al. (2015).

The initial stellar rotation of the solar-like star model is cal-
ibrated using the two extreme rotational tracks (fast and slow)
from the 2-zones model of Gallet & Bouvier (2015). For lower
and higher masses the observed ratio » = Q. /Qq at 1 Myrs,
where Qg is the critical velocity, is adopted to constrain the ini-
tial velocity (r = 40% and 6% for the fast and slow rotators,
respectively).

In addition to the treatment of transport and loss of angular
momentum and mass, the models include the modification of
the effective gravity by the centrifugal forces and its effect on
the stellar structure equations following Endal & Sofia (1976).

3. Habitable Zone
3.1. Definitions

There are two methods to estimate the location of the HZ lim-
its. The first one relies on the equilibrium temperature calcula-
tion that requires a strong assumption about the planetary Bond
albedo, i.e. the reflectance of the planet’s surface (usually taken
equal to the Earth’s albedo = 0.3). The second method is based
on a climate model that directly estimates the albedo as the ratio
between the upward and downward fluxes, inside the planetary
atmosphere, that are emitted and received, respectively, by the
planet (Kasting et al. 1993; Kopparapu et al. 2013, 2014).

The HZ of an exoplanet is generally defined as the area
(in terms of distance from its central star) in which a rocky
planet, with the right atmosphere, can maintain liquid water at
its surface (see Kopparapu et al. 2013, 2014; Linsenmeier et al.
2015; Torres et al. 2015). Planets complying to this definition are
named class I planet by opposition to other type of planets where
liquid water can be found under an ice crust (see Lammer et al.
2009) with the possibility of a sub-surface habitability. The HZ
limits (hereafter HZL) are analytically given by Kasting et al.

(1993) as
0.5
d= (LS/L:) AU, 1)

where d refers to both the inner or outer edge of the HZ (see be-
low), L is the stellar luminosity, Le the luminosity of the present
Sun, and S.g is the effective stellar flux (Kasting et al. 1993;
Kopparapu et al. 2013, 2014) expressed as the ratio of the outgo-
ing IR flux Fr produced by the planet to the net incident stellar
flux Fiy received by the planet from the star

Fr

Seff = .
¢ Finc

@)

Fr is estimated thanks to 1-D radiative-convective climate mod-
els such as the one developed by Kasting etal. (1993) and
Leconte et al. (2013b).

Usually, the inner edge of the HZ is chosen to correspond
to the runaway greenhouse limit that corresponds to the moment
when the surface temperature of the planet is high enough so that
the surface of the planet and the base of its atmosphere starts
to radiate in both near-IR and visible. These radiations thus in-
crease the outward flux Fir while Rayleigh scattering effects,
due to the vapour content, reduced the absorption of the near-IR
flux inside the planetary atmosphere leading to the saturation of
the inward flux Fi,. (Kopparapu et al. 2013, 2014). The surface
temperature of the planet then reaches T, > 647 K at which
water reservoirs are completely evaporated. The legitimacy of
this inner limit is presently questioned by the community as at
that point the surface temperature of a given planet is way too
high to maintain Earth-like life. The runaway greenhouse limit
represents a quite optimistic limit and somehow the extreme in-
ternal limit of the HZ. The outer edge of the HZ is defined by
the maximum greenhouse limit, where the CO, Rayleigh scat-
tering reduces the efficiency of the greenhouse effect. At that
limit, the planetary surface temperature is fixed at 273 K (i.e. the
freezing point of water, Kasting et al. 1993; Selsis et al. 2007;
Kopparapu et al. 2013, 2014).

In this work we refer to the HZL as the location of the inner
and outer edge of the HZ around the considered star, while the
width of the HZ is the distance between the inner and outer edge
of the HZ.

3.2. Prescriptions from the literature

In this section we describe different prescriptions from the liter-
ature that are used to estimate the HZL.We compare in Sect. 4.2
the impact of each of these prescriptions on the HZL.

Kopparapu et al. (2014)

Using the 1-D radiative-convective cloud-free climate model
from Kasting et al. (1993), Kopparapu et al. (2014) provide an
analytic expression for S that one can directly use to compute
the HZL. By using a polynomial fit, they expressed S as a
function of the effective temperature of the host star Teg for dif-
ferent cases of HZL definition (and thus planetary atmosphere)
as

Sefr = Seto + T + bT? + cT? +dT?,

©)

where T, = Tex — 5780. S0 is self-consistently estimated and
somehow represents the strength of the greenhouse effect. Sego,
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a, b, ¢, and d are model parameters that depend on the planetary
atmosphere. Here we use the values listed in Table 2.

For the inner edge, Kopparapu et al. (2013) started their
modelling with a fully saturated “Earth” model and considered
that the flux received by the planet at the top of its atmosphere
is the same as that received from the Sun by the Earth (i.e. 1360
W.m2). Then they increased the surface temperature (7’) of the
planet from 200 up to 2200 K and looked at the evolution of the
two fluxes, planetary albedo, and S.g. The moment when S
runaways defines the runaway greenhouse limit. For the outer
edge, Kopparapu et al. (2013) started their simulation with a 1
bar N, planetary atmosphere with a surface temperature of 273
K (i.e. the freezing point of water). Then they increased the CO,
partial pressure from 1 to 35 bar and followed the evolution of
S e that exhibits a minimum that is reached when the efficiency
of the greenhouse effect due to CO, compound is maximum.
This minimum is called the maximum greenhouse limit and cor-
responds to the largest distance, from the star, required to main-
tain a surface temperature of 273 K on the planet.

Kopparapu et al. (2014) explored three different masses (0.1,
1, and 5 Mg) and concluded that the larger the planet, the wider
the HZL. In the present work we only consider the Earth mass
planet case.

Table 2. Value of the constants given by Kopparapu et al. (2014).

Saw a(10) b(I0°) c(1007) d(i0 ")
fmer 1107 1332 158  —-8308 —1.931
outer 0356  0.6171  0.1698  —3.198  —0.5575

All the calculations reported in Kopparapu et al. (2014) as-
sumed a Sun like star but these prescriptions are applicable, us-
ing interpolation, for stars with effective temperatures between
2600 and 7200 K, i.e. between 0.1 and 1.4 M (Kopparapu et al.
2014).

Selsis et al. (2007)

Selsis et al. (2007) also provide a prescription for the inner and
outer edge of the HZ that is based on the various cases of plane-
tary atmosphere explored by Kasting et al. (1993). They use the
following expression for the effective stellar flux :

1
(Seno — aT. ~ b72)’

Ser = “4)

where 7. = Ter —5700. The values of S0, a, and b are given in
Table 3. For the inner edge we used Secfoin = 0.84 in the case of
a runaway greenhouse limit (0.95 corresponds to the g, = 373
K limit).

Table 3. Value of the constants given by Selsis et al. (2007).

Sae_ a(10%) b (107)
fnner  0.84-0.95 027619  3.8095
outer  1.67 13786 1.4286

The parabolic fitting of Selsis et al. (2007) is here scaled to
the values found by Kasting et al. (1993) in the case of a G2 star
and can be extrapolated to stars with Teg between 3700 and 7200
K.

Underwood et al. (2003)

We finally give the HZ prescription from Underwood et al.
(2003), who also use a polynomial fit to express the effective

stellar flux Sef
Sefr = Sefio + aTer + T,

®)

where T.q is the effective stellar surface temperature, and the
values of Sfo, @, and b are summarized in Table 4).

Table 4. Value of the constants given by Underwood et al.
(2003).

S efio a(10%) b (107%)
inner 1.268 -2.139 4.190
outer 0.2341 -0.1319 0.619

Using the different cases provided by Kasting et al. (1993),
Underwood et al. (2003) estimate the effective stellar flux as a
function of the effective temperature between 3700 K (MO star)
and 7200 K (FO star).

Among the three expressions above, Selsis et al. (2007) and
Underwood et al. (2003) are both based on the work of
Kasting et al. (1993) and the difference that they may have
is a consequence of the fitting method employed to express
the stellar flux Scg as a function of T.g. The main difference
between Kopparapuet al. (2014) and the other two prescrip-
tions lies in an update of the Kasting et al. (1993) model by
Kopparapu et al. (2014) that includes the most recent version of
the HITEMP opacity database including more H,O lines in the
near-infrared (Kopparapu et al. 2013). The impact of these pre-
scriptions are studied in Sect. 4.2. After this comparison, we use
the Kopparapu et al. (2014) prescription.

3.3. Limitations of the current prescriptions for HZ

The prescriptions described above are very sensitive to the
climate model used to estimate the impact of the incident
stellar flux. Therefore, they are only valid in the frame-
work of the specific climate model developed by Kasting et al.
(1993). Moreover, the atmospheric compositions used by
Kopparapu et al. (2014) imply that their HZ’s prescriptions are
only valid in the case of a planetary atmosphere similar to that
of the Earth at the present time. This corresponds to the main se-
quence phase of our Sun, where the HZ and the stellar parame-
ters are not evolving much and where the stellar activity is quite
low. However, the Earth’s atmospheric composition has drasti-
cally changed during the last 4 Gyr. It is thought that this latter
reached its current composition between 400 to 600 Myr ago. In
this work we display the entire HZ evolution anyway in order to
highlight the fact that stellar models should be used, especially,
during the initial phases of stellar evolution during which stellar
parameters heavily and clearly evolve. However, the results will
have to be taken with caution, as the evolution of the planetary
atmosphere must be taken into account as well, and a complete
modelling should involve the co-evolution of both the star and
the planetary atmosphere (Leconte et al. 2013a).

These prescriptions are also dedicated to stars with effective
temperature between 2600-3700 and 7200 K (Underwood et al.
2003; Selsis et al. 2007; Kopparapu et al. 2014) corresponding
to stellar mass of 0.1 and 1.4 M, respectively. Kasting et al.
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(1993) and Kopparapu et al. (2014) chose to stop their analysis
at this upper mass limit because stars beyond 1.5 M, will have a
lifetime shorter than 2 Gyr while it is thought that complex life
needs more than 1 Gyr to evolve. However, and in order to have
a quite large range of initial stellar mass we extrapolated these
prescription for higher mass star. The validity of this extrapo-
lation is of course questionable but the following of this article
will show that the evolution of the HZ of a 2 M, star is consistent
(same temporal features) with that of a 1 M, star. Moreover, the
habitable zone distance d (Eq. 1) have a quite weak dependence
on Teg (through Scq). For instance, a change of 20% of S will
only modified d by about 10%.

Finally, all these quantities are given in the case of a cloud
free atmosphere. Selsis et al. (2007) studied the impact of the
presence of cloud (from a cloud free to a planet fully covered by
cloud, using the Kasting et al. (1993) model) on the inner and
outer edge of the HZ (see their Table 2). While the outer edge
of the HZ is not impacted by the percentage of cloud, the inner
edge will almost be reduced by a factor of two when the covering
percentage goes from 0% to 100%.

4. Evolution of the habitable zone. The case of a 1
Mg planet around an evolving 1 M, host star

In this section, we focus on the case of a 1 Mg planet around a
1 M mass star and study the impact of the intrinsic stellar evo-
Iution, metallicity, and rotation on the HZL. We do not include
the effects of planetary mass since they have been shown to be
relatively marginal (at least for planets with masses below 5 Mg,
see Kopparapu et al. 2013, 2014).

4.1. Generalities

The HZL evolution around a 1 M, non rotating, star with solar
metallicity can be followed in Fig. 2 were we show the temporal
evolution of the inner and outer edges of the HZ from the early-
pre-main sequence to the tip of the red giant branch. This evolu-
tion can be separated into several main phases : PMS, Zero-Age
Main Sequence (ZAMS), Main Sequence (MS), and post main
sequence (e.g. the Red Giant Branch, RGB).

The PMS phase starts along the so-called Hayashi track
(Hayashi 1961), where the star evolves at nearly constant ef-
fective temperature and decreasing surface luminosity. One sees
first a rapid and sharp decrease of the size of the HZL that reach
a minimum at the end of the Hayashi track (i.e. between 2 x 10?
and 1.5 x 107 years). Note that the PMS phase continues along
the Henyey track (for stars above 0.5 My, Henyey et al. 1955),
where the star evolves at nearly constant luminosity and increas-
ing effective temperature towards the ZAMS, defined by the mo-
ment during the evolution when the hydrogen burning is domi-
nant in the stellar core i.e. when the hydrogen abundance is lower
than about 0.998 of the initial one, that is reached at about 50
Myr for our solar model. During this last PMS stage, the HZL
slightly increase and reach a local maximum at ZAMS.

At the ZAMS the stellar structure eventually reaches a quasi-
steady state due to a quasi-hydrostatic equilibrium regime that is
ensured by efficient nuclear reactions. At that point the internal
temperature of the star is high enough to initiate complex nu-
clear reactions, that will then counteract the stellar contraction
by balancing the gravity with thermal pressure. During the MS
phase (i.e. from 50 Myr to about 10 Gyr) the HZL remain more
or less constant at about 1.5 AU for the outer edge and 0.8 AU
for the inner edge (Gallet et al. 2016). This confirms the general

assumptions of a relative constancy of these limits during the
MS phase.

Finally, during the RGB phase (i.e. from about 10 Gyr) the
star evolves toward higher luminosity and lower effective tem-
perature onward. Correspondingly, the HZL are shifted outward
reaching values as high as 8 AU to 12 AU. During this final stage,
the HZL move continuously away from the star which luminos-
ity increases.

1 Mg, Zo, standord, 1 Mg __Kopparapu et al. 2013/2014
... Selsis et al. 2007
__Underwood et al. 2003

Distance (AU)
~
T

Henyey S RGH
0.1 1 10

Age (Myr)

Hayashi
Lol Lo

Too 700 16000
Fig. 2. Evolution of the HZL as a function of age for a 1 M,
star with solar metallicity. The inner and outer edge of the
HZ are represented by the red and black lines, respectively.
The solid, dotted and dashed lines are associated to HZ pre-
scription from Kopparapu et al. (2014), Selsis et al. (2007), and
Underwood et al. (2003), respectively. The blue lines depict the
localisation of the different phases : PMS (Hayashi, Henyey),
ZAMS, MS, and RGB.

The respective durations of each evolutionary phases are
clearly unbalanced and will have different kind of effect on the
evolution of life itself. For instance, while a 1 M, star will pass
only about 50 Myr on the PMS phase, it will pass several Gyr
on the MS phase. Hence, the PMS phase is clearly too short to
be considered as relevant for the development of life. However,
to constrain the planetary habitability of a given planet, this
very early phase plays a key role through the MHD and tidal
star-planet interaction (see Zahn & Bouchet 1989; Vidotto et al.
2013; Strugarek et al. 2014, 2015; Mathis 2015; Mathis et al.
2016, and Sect. 7 of this article). Furthermore, as the HZL
sharply evolve during the PMS phase, the surface conditions of
a planet could also strongly evolve and thus latter constrain the
framework in which life will evolve.

4.2. Impact of the HZ prescription

In Fig. 2 we also compare the HZL prescriptions
from Underwoodetal. (2003), Selsisetal. (2007), and
Kopparapu et al. (2013, 2014). Since all these prescriptions
have a common base, the shape of the HZL evolution is
the same for the three prescriptions. Kopparapu et al. (2014)
produces higher values for the inner (hereafter Rj,) and outer
(hereafter Roy) edge of the HZ compared to Selsis et al. (2007)
and Underwood et al. (2003). While there is no significant
differences between Selsis et al. (2007) and Underwood et al.



F. Gallet et al.: Impacts of stellar evolution and dynamics on the habitable zone: The role of rotation and magnetic activity

(2003) for Ry, there is a small shift toward lower values for
R;, from the PMS to the MS phase for the Selsis et al. (2007)
prescription compared to Underwood et al. (2003).

The  prescriptions of  Selsisetal. (2007) and
Underwood et al. (2003) are both based on the HZ estima-
tions given in Kasting et al. (1993) for three stellar effective
temperatures (3700, 5700, and 7200 K, see Table 3 from
Kasting et al. 1993). The difference of fitting method between
the three HZ prescriptions leads, for the inner edge calculated
with Underwood et al. (2003), to an higher R;, at low tem-
perature and to a lower Rj, at high temperature compared to
Selsis et al. (2007). Conversely, for the outer edge calculated
with Underwood et al. (2003), this leads to a lower Ry, at low
temperature and to an higher Ry, at high temperature compared
to Selsis et al. (2007) (see Fig. 2).

Therefore, as shown by Fig. 2 the impact of the fitting
method on the HZ is non negligible, and even if these prescrip-
tions have a common base (i.e. Kasting et al. 1993) these meth-
ods lead to slightly different, of about 10%, estimates of the
HZL.

4.3. Metallicity effect

Metallicity is one of the main ingredients that strongly change
the structure and evolution of a star of a given initial mass.

The major effect of metallicity is to produce, due to opacity
effects, a translation in both luminosity and effective tempera-
ture along the evolution tracks in the HRD. When the metal-
licity decreases, the quantity of metallic bound-free absorption
inside the star is reduced. This leads to the decrease of the stellar
opacity allowing an easier escape of energy and thus increas-
ing the stellar luminosity and temperature. For a given initial
stellar mass and at a given evolutionary phase, 7.t and L. both
increase for decreasing metallicity. This directly produced an in-
crease of the HZL that will almost evolve as L% (since the HZL
do not depend much on the effective temperature according to
Kopparapu et al. 2013, 2014). Figure 3 shows the evolution of
the HZL in the case of a 1 M, star for [Fe/H] ranging between
+0.28 dex (Z=0.0255) and -1.42 dex (Z=0.0005).

In addition to a shift in luminosity and effective temperature,
changing the stellar metallicity also modifies the time at which
the characteristic features on the tracks appear. Indeed, the over-
all lifetime of a star decreases for decreasing metallicity.

As shown in Gallet et al. (2016), the impact of metallicity is
clearly visible at ZAMS. First, the location of the “bump” (see
Sect. 5) is shifted towards younger ages for decreasing metallic-
ities (see above). As a result of faster evolution the maximum
amplitude of the “bump” is reached earlier for decreasing metal-
licity. Moreover, a decrease in metallicity will move outward the
inner and outer edge of the HZ.

4.4. Impact of stellar rotation

A star is naturally a rotating body. From its formation inside
a molecular cloud up to its nuclear death, the rotation always
plays a central role (Maeder 2009). Stellar rotation modifies the
stellar effective temperature and luminosity, which are impor-
tant parameters for the location of the HZ. It also has an in-
direct impact on the HZ through stellar activity (see Sect. 7).
While the evolution of stellar angular velocity is now fairly
well known (Reiners & Mohanty 2012; Gallet & Bouvier 2015;
Johnstone et al. 2015; Amard et al. 2016) the early-PMS phase
and its Star-Disk Interaction (hereafter, SDI) remain quite a mys-
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Fig. 3. Evolution of the HZ as a function of the stellar age for
a 1 M, star and for metallicities Z=0.0255, 0.014, 0.0043, and
0.0005 (blue, black, red, and green, respectively). The inner and
outer edge of the HZ are represented by the solid and dashed
lines, respectively.

tery (Ferreira 2013). Yet, the planetary formation is thought to
happen during the first 10 Myrs (Bell et al. 2013) of the disk’s
lifetime which may be interrupted by the SDI and then have se-
vere consequences on the first stage of planetary evolution.
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Fig. 4. Effect of the change of initial angular velocity on the evo-
lution of the HZ limits in the case of a 1 M, star with solar
metallicity. Inner and outer edge of the habitable zone are rep-
resented by red and black lines, respectively. Standard model is
plotted in dotted line and rotation models in dash-dotted, long-
dashed, and long-dash-dotted lines for 18, 6.8, and 3.6 Q initial
rotation rate, respectively.

A given star will feel its effective surface temperature and
luminosity slightly decreased with increasing rotation rate (there
are also marginal effects on the star lifetime that will be slightly
reduced with increasing stellar rotation). Figure 4 shows the evo-
lution of the corresponding HZL for a standard model and rotat-
ing ones. This figure shows that the effect of a change in rotation



F. Gallet et al.: Impacts of stellar evolution and dynamics on the habitable zone: The role of rotation and magnetic activity

rate on the HZL is marginal (the four lines are almost super-
imposed). The maximum effect of rotation is seen at ZAMS.
Indeed, as the initial rotation rate of given rotating model in-
creases, the corresponding star will reach an higher angular ve-
locity at the end of the contraction phase where the rotation
rate reaches a maximal value (see Gallet & Bouvier 2013, 2015;
Amard et al. 2016). As centrifugal effects are directly propor-
tional to the squared of the stellar angular velocity, their impact
will also be maximum during this phase. This effect decreases as
the initial rotation rate decreases since the star tends to reach the
standard model case when reducing its rotation rate.

4.5. Impact of the micro-physics used in stellar models

Valle et al. (2014) and Truittetal. (2015) also analyse the
impact of stellar parameters on the evolution of the HZL.
While Valle et al. (2014) based their analysis on the FRANEC
code (Degl’Innocenti et al. 2008), Truitt et al. (2015) used the
TYCHO code (Young & Arnett 2005) to calculate the evolution
of both luminosity and effective temperature. We compare in this
section the impact of the corresponding choice of input micro-
physics on the evolution of the HZL.

Figure 5 shows the Hertzsprung-Russel diagram of a 1 M
star with solar metallicity from the STAREVOL, FRANEC, and
TYCHO stellar evolution codes, respectively. The micro-physics
used in these last two stellar codes are briefly recalled here.

2
///
1 Mg, Zo, standard
Tr ‘ :
K
= — STAREVOL
[®2]
° B
ol AN FRANEC
"~ __ TYCHO
—1 L L L | L L L L |
3.7 3.6

log Ty (K)

Fig. 5. Stellar evolution tracks in the HRD for the standard mod-
els ofa 1 M at solar metallicity. The black solid, blue dotted and
dark green dashed lines are associated to stellar model from this
work, Valle et al. (2014), and Truitt et al. (2015), respectively.

TYCHO : Young & Arnett (2005)

TYCHO? and STAREVOL contain quite different micro-
physics in terms of chemical mixture, opacities, and nuclear re-
actions. However, and with the available models, it is not pos-
sible to precisely isolate the impact of each of these changes.
For this model the chemical mixture of Lodders (2010) was used

2 TYCHO Interpolation  Tool,  nicknamed  Uranienborg

http://bahamut.sese.asu.edu/~payoung/AST_522/Evolutionary_TrARsNBfthbase/hasiro.df.unipi.it/stellar-models/index.php?

with a metallicity Z = 0.0153 and an initial helium mass fraction
Y =0.2735.

FRANEC : Tognelli et al. (2011)

This latest version of the FRANEC? code has been upgraded
and now includes new abundances and atmospheric conditions.
Even if different mixing length parameters are used between
STAREVOL and FRANEC (1.702, and 1.68, respectively), the
results of these models are quite close to each other as shown
by Fig. 5. For the FRANEC model, the chemical mixture of
Asplund et al. (2005) was used with a metallicity Z = 0.01377
and an initial helium mass fraction ¥ = 0.2533.
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Fig. 6. Evolution of the HZL as a function of age for a 1 M,
with solar metallicity. The inner and outer edge of the HZ are

1 represented by the red and black lines, respectively. The solid,

dotted and dashed lines are associated to stellar models from this
work, Valle et al. (2014), and Truitt et al. (2015), respectively.

As shown by Fig. 5 the quite large difference of metallic-
ity between TYCHO and STAREVOL/FRANEC results in an
cooler stars (at a given luminosity) for TYCHO compared to
STAREVOL/FRANEC. As the dependence of the HZL on the
effective temperature is small (see Kopparapu et al. 2013, 2014)
the evolution of the HZL related to these three stellar codes is
expected to be quite similar (see Fig. 6.)

4.6. Summary

In order to analyse the impact of stellar parameters and stellar
models on the evolution of the HZ we focused on an Earth-mass
planet orbiting a solar-type star. To have the best estimation of
the location of the HZ we first reviewed the impact of numerical
modelling considerations, such as the choice of stellar model,
and then evaluated the impact of a change in the stellar physical
parameters on the evolution of the inner and outer edge of the
HZ.

As we shown, a change of HZ prescription will have a
small impact on the HZL. The HZ prescription of Selsis et al.
(2007) and Underwood et al. (2003) will be on average around
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10% closer to the star compared to the HZ prescription of
Kopparapu et al. (2014).

From the point of view of the physical stellar properties, we
showed that a change, even small, in metallicity dramatically im-
pacts the location of the HZ, especially beyond the ZAMS and
during the entire MS phase. A decrease in metallicity moves the
HZ outward (because L. and T both increase) and shortens the
stellar evolutionary phases. With a change of metallicity of al-
most 100% (Z2=0.0255 to Z=0.0005) the inner and outer edge
moved outward, at ZAMS, by about 50%. Rotation marginally
affects the HZ and its effects are the strongest when the stel-
lar rotation is maximum i.e. at the end of the contraction phase.
During this phase, the effect of rotation is only to move the HZ
closer to the star of about 10% and will only last few tenth of
Myrs in the case of a solar-type star.

The impact of micro-physics input is not null but quite
marginal and only affects the earliest phase of stellar evolution,
namely the PMS phase (see Fig. 6). Indeed, during the most im-
portant phase, in terms of duration, (i.e. the MS) the input micro-
physics have only minor impact as long as the luminosity dur-
ing that phase is not much affected. The TYCHO and FRANEC
stellar evolution code produced at ZAMS an HZ that is about
3 and 1% closer to the star compared to the STAREVOL code.
However, a more detailed analysis should be performed so as to
extract the specific impact of each of these input micro-physics.

5. HZ of a 1 M planet around stars of various initial
masses

In this section we extend the previous study to evaluate the im-
pact of the stellar mass on the HZL along stellar temporal evo-
lution.

Figure 1 shows that, at a given evolution phase, luminosity
and effective temperature increase for increasing mass. The di-
rect effect of a mass increase on the HZL is to shift both the inner
and outer edges of the HZ further away from the star as well as
to increase the width of the HZ.

Figure 7 shows the evolution of Ry, and R,y as a function
of time and stellar mass for all the models at solar metallicity
Z = 0.0134. As shown in Gallet et al. (2016), the evolution of
Rin and Ry along the PMS depends on the stellar mass. During
that phase, these quantities continuously decrease for low-mass
stars (M, < 0.6M;), while for higher mass stars they first de-
crease before increasing when CNO burning reaches equilibrium
as the stars approach the ZAMS. Then for all stellar masses,
Ri, and Ry, remain approximately constant along the MS be-
fore strongly increasing when the stars move towards and along
the RGB.

The increase of HZ is not linear with the variation of mass
i.e. at about 100-200 Myr the difference between R;, or Ryy of
stars separated by 0.1 M, strongly increases with mass, and the
width of the HZ increases as well for increasing stellar mass.
On average, and for a non rotating star with solar metallicity, the
width of the HZ is about 0.13 AU for a 0.3 M, star and 3.25 AU
for a 2 M, star. Variation on stellar mass will also dramatically
affect the location of the HZ. At ZAMS, and by increasing the
stellar mass from 1 to 2 M, the HZL moves outward by more
than 400%.

Table 5 and Fig. 8 show the maximum, minimum, and aver-
aged value of the width of the HZ, where
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Fig.7. Evolution of the inner edge and outer edges of the HZ
(top and bottom respectively) as a function of the time for stars
of 0.3 (black), 0.5 (dark green), 0.6 (yellow-green), 0.7 (gold),
0.8 (orange), 0.9 (red), 1.0 (brown), 1.1 (grey), 1.2 (chartreuse),
1.3 (blue), 1.4 (deep sky blue), 1.5 (cyan), 1.6 (turquoise), 1.7
(purple), 1.8 (pink), 1.9 (magenta), and 2 (navy) My with Z.
Dashed lines represent stars outside of the theoretical range of
application of the Kopparapu et al. (2014) prescription.

Table 5. Size of the HZ as a function of stellar mass.

A7 03 M, 1M, 14M, 20M,
AHZpem (AU) 013 086 1.68 325
AHZyw (AU) 012 065 108 185
AHZwa (AU) 048 346 545  6.63

with 7 the total number of steps from the stellar model. The min-
imum is reached at 352, 14, 7.35, and 3.5 Myr, respectively for
0.3, 1.0, 1.4, and 2.0 M. The fact that the width of the HZ
of high mass stars is, on average, wider than that of low mass
stars suggests that the probability for a planet to be found inside
the HZ is higher for higher mass stars. However, on the other
hand, the duration of the continuously habitable zone strongly
decreases for increasing stellar mass (see Sect. 6) which dramat-
ically decreases the chance for a planet inside the HZ of a high
mass star to end up with a complex life. The effect of a change
of stellar mass on the stellar temporal features will be somehow
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Fig. 8. Averaged (blue), minimum (red), and maximum (black),
size of the HZ as a function of stellar mass. These values are
compiled over the whole stellar evolution.

the same as a change of metallicity. Increasing mass (decreasing
metallicity) will shorten the stellar life.

6. Continuously habitable zone

The continuously habitable zone (CHZ) is a region within the
HZ where a planet, given its orbital radius, will stay a min-
imum amount of time. This duration is generally assumed to
lie between 2 Gyr (Truittetal. 2015) and 4 Gyr (Valle et al.
2014). According to Truitt et al. (2015), 2 Gyr is the time re-
quired by primordial life form on Earth to significantly alter the
atmospheric composition of the planet so that this alteration (i.e.
called biosignature) could be detectable if viewed from another
planetary system (Kasting et al. 1993). On the other hand, 4 Gyr
is thought to be the typical timescale for the emergence of com-
plex life such as on Earth. However, these two timescales are
somehow too restraining since they refer to an Earth-like life.
Therefore, in the following we do not fix any minimum dura-
tion for the CHZ but rather simply look for the HZL in which a
potential planet will stay the longest amount of time.

Table 6. Size of the CHZ as a function of stellar mass for solar
metallicity. Time (Gyr) = duration of the CHZ near the inner
(Timej,) and outer (Time,y) edge of the HZ.

Mass R, (AU)  Timey, (Gyr) Ry (AU)  Time,y (Gyr)
0.3 M, 0.12 (20 0.23 (20

1 Mg 0.95 4.77 1.33 10.67
1.4 M, 1.96 2.15 2.27 2.73
2.0 M, 4.27 0.99 7.0 1.09

Fig. 9 shows the evolution of the HZ as a function of time
for two metallicities (Z, and Z = 0.0043, top and bottom pan-
els respectively). The CHZ is depicted by the dotted blue lines
in these figures. It corresponds to the region (expressed in astro-
nomic units) inside the HZ where a planet will potentially stay a
maximum amount of time. Since we did not impose in this work
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Fig. 9. Continuously habitable zone in the case of a 1 M, star
with solar metallicity and Z=0.0043 (top and bottom panels, re-
spectively). The inner (red) and outer (black) HZ limits were
obtained using standard model and the Kopparapu et al. (2014)
prescription. The blue horizontal lines delimits the area that cor-
responds to the maximum duration, of a given planet, within the
HZ.

any minimum duration for a planet to be inside the CHZ, we also
give the potential time that a planet, located either close to the
inner or outer edge of the CHZ, will pass inside the CHZ.

For a solar type star, the CHZ limits (CHZL) will move
closer from the star for increasing metallicity (see Fig. 9). As
the stellar lifetime will decrease when decreasing the metallic-
ity (see Sect. 4.3) the CHZL will also last longer for metal rich
stars. The time spent within the CHZ is longer for planets close
to the outer edge of the HZ and decreases at lower metallicity.
However, the width of the CHZL (i.e. the size between the inner
and outer edges of the CHZ) increases with decreasing metal-
licity. Moreover, stars with lower metallicity will enter the CHZ
earlier.

For a comparison purpose, we also put the results fora 5 and
0.1 Mg planets around a 1 My and Z; star in Table 7. The plan-
etary mass has only a small effect of the location of the CHZL
and the duration of the CHZ. However there is a little trend for
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smaller CHZL and smaller duration of the outer CHZ towards
heavier planet.

Table 7. Size of the CHZ as a function of planetary mass around
a solar mass star with solar metallicity. Time (Gyr) = duration of
the CHZ

Planet  R;, (AU) Time (Gyr) Ry (AU)  Time (Gyr)
0.1 Mg 0.92 4.88 1.33 11.01

1 My 0.95 4.77 1.33 10.67

5 Mg 1.01 4.88 1.33 10.07

7. Stellar activity, magnetospheric protection, and
habitable zone

Stellar and planetary magnetic fields are thought to be generated
by dynamo action within their convective layers (e.g. Stevenson
2003; Brun et al. 2015b). On one hand, in the case of the star,
the magnetic field plays a major role in its overall dynamics and
shapes its environment. Magnetic field is also involved in SDI
processes, stellar winds and magnetic braking, and surface activ-
ity (starspots, flares, CME’s), and as a consequence has a direct
impact on the surrounding planets. On the other hand, planetary
magnetic fields are primarily crucial for magnetic protection. For
instance, the magnetosphere of the Earth protects us from the ra-
diation and wind emitted by the Sun and transported through
its magnetic field. The only star-planet system that is fairly well
known is the Sun-Earth’s one. This system is not unique and it
is though that other Star-exoplanet(s) systems should experience
such magnetic interactions (Vidotto et al. 2013; Strugarek et al.
2014, 2015). In this context, constraining both stellar and plane-
tary magnetic activity and magnetic field strength is thus essen-
tial when assessing planetary habitability.

7.1. Context

During the last decade, stellar magnetic fields have been quite
well documented thanks to 3D topology reconstruction (see
e.g. Donatietal. 2008; Petit etal. 2008; Morin et al. 2010;
Mathur et al. 2015) and 3D dynamo simulations (Brun et al.
2004; Browning 2008; Brownetal. 2010; Augustson et al.
2013; Palacios & Brun 2014; Kipyld etal. 2014; Brun et al.
2015a; Hotta et al. 2015; Augustson et al. 2015; Guerrero et al.
2016).

More recently the interaction of stellar winds with plane-
tary magnetospheres have just started to be intensively stud-
ied and modelled (e.g. Cohen et al. 2009; Vidotto et al. 2013;
Strugarek et al. 2014, 2015; Vidotto et al. 2015). This interaction
seems to have a very strong impact on the planetary habitability
since a large fraction of the atmospheric component of a planet
can be removed by these winds that are thought to be strongly
correlated to the X-ray luminosity known to be a good activity
proxy (Wood et al. 2005; Vidotto et al. 2014, 2016).

As shown previously, the HZ location and width are not fixed
but rather vary together with the stellar parameters along secular
evolution. The question is then to know where the HZ is located
regarding the stellar activity in order to estimate its impact on
habitability.
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7.2. Rossby number and stellar magnetic field generation
7.2.1. Generalities

The Rossby number quantifies the impact of rotation on the
convective motion inside the star through a ratio of the iner-
tial force to the Coriolis force. Thus, a Rossby number less
than one indicates that the Coriolis force is larger than the iner-
tial force. In agreement with both theory and experiments (e.g.,
Durney & Latour 1978; Noyes et al. 1984; Jouve et al. 2010;
Calkins et al. 2015; Cheng & Mahalov 2015; Brun et al. 2015b;
Calkins et al. 2016), a low Rossby number typically implies that
the convective flows become quasi-two-dimensional and sub-
sequently they generate a stronger and more spatio-temporally
coherent kinetic helicity. The kinetic helicity is a critical com-
ponent for a substantial a-effect, which arises due to the ac-
tion of small-scale vortices twisting the mean toroidal magnetic
field into a mean poloidal magnetic field (e.g., Moffat 1978).
Moreover, low Rossby number convection usually supports a
strong solar-like differential rotation, which in turn gives rise
to a strong Q-effect wherein the differential rotation winds up
the mean poloidal magnetic field into a toroidal magnetic field.
Hence, with both the o and Q effects likely being more effective
at low Rossby number, one could expect more vigorous mag-
netic field generation within the convection zone and subsequent
magnetic activity at the star’s surface.

7.2.2. Prescriptions

While stellar rotation has only a small effect on the location of
the HZL for the domain in stellar mass we consider (as shown
in Fig. 4), it strongly impacts the stellar activity that is inti-
mately linked to the Rossby regime in which the star is located
(Brun et al. 2005). As defined before, the Rossby number evalu-
ates the ratio of inertial to Coriolis force. It can be approximated
by
Ro = Prot . (7)
TCO]’IV
where P, is the surface rotation period of the star (in days), and
Tconv the convective turnover timescale (in days) at a given depth
within the stellar convective envelope (when it is present) given
by
Teonv(r) = aHp(r)/Ve(r), ®)
where a, H,, and V. are the mixing-length parameters, local
pressure scale height, and the local convective velocity. For a
given star, the magnetic activity is expected to increase with de-
creasing Rossby number. Figure 10 shows the evolution in the
HRD, for three selected stellar masses, of the global Rossby
number estimated using rotating models with initial angular
velocities as listed in Tab. 1. The global convective turnover
timescale associated to the global Rossby number Ro[7,] =
Prot/ 7 is defined by

R dr
=), 7o ©

with R}, being the radius at the bottom of the convective envelope
and R, the surface stellar radius.

7.2.3. Rossby behaviour and correlation with the habitable
zone

In Fig. 10, we note three different kinds of behaviour : low-mass
star, solar-like star, and intermediate-mass star. While the low-
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Fig. 10. Variation of the global Rossby number (colour-coded)
along the evolution tracks in the HRD for the 0.3, 1, 1.4, and 2
Mo, Zo models for the fast and slow rotating cases (solid and
dashed lines respectively). The triangles, squares and crosses
represent the location in the HRD of the age of the first time-step
to in each STAREVOL models, ZAMS and TAMS, respectively.

mass star (0.3 M) stays in a very high stellar activity regime
(low Rossby number) during its whole evolution due to a long
convective turnover timescale because of a weak convective flow
as the V¢ scales as VL., solar and intermediate-mass stars will
experience a high activity regime on the PMS, that will be fol-
lowed by a lower activity phase (larger Ro numbers). There are
two possible reasons for the increase of the Rossby number: ei-
ther the rotation period P, increases because of magnetic brak-
ing by stellar wind during the MS or the convective turnover time
Teony decreases because of the reduction of the size of the convec-
tive envelope or the increase of the amplitude of the convective
motions that scale as V.. These two situations are represented
in Fig. 10 by the solar and high-mass stars, respectively.

In the case of the solar-type stars, the evolution of the Rossby
number is mainly controlled by the rotation period. The star
maintains a high activity regime during the entire PMS phase
and it only starts to decrease after the ZAMS, i.e. when the ro-
tation period starts to increase (smaller rotation rate) because of
the magnetic braking (see Gallet & Bouvier 2013, 2015, and ref-
erences therein).

For the intermediate-mass star, the evolution of the Rossby
number is controlled by the evolution of the internal structure.
Figure 10 shows that the Rossby number already starts to in-
crease during the mid-PMS phase (around 4 x 103 years) be-
cause of the radiative core development. The Rossby number
thus rapidly increases above Ro=1. When the star becomes al-
most radiative (size of the convective envelope lower than 1% of
the size of the star, around 5 Myr for a 2 M) the Rossby number
sharply rises toward large values and hence a likely low activity
regime.

Figure 11 depicts the evolution of the inner and outer limits
of the HZ, respectively, along the tracks in the HRD of a 0.3,
1, 1.4, and 2 M, stars with solar metallicity in fast and slow
rotation regimes from the PMS to the end of the MS phase. Ri,
and R, decrease during the Hayashi track (i.e. the HZ become
closer to the star regardless of the stellar mass) while the global

Fig. 10).
log(R,,)
n T L LA B S B B
2 - -
I 2 Mg 1
1k ~ / f i
L X 05
3 1.4 My O S N A
-~ L 1M i
E‘ 0 i ) 5 L],
-1 r Ato 1 Fq-0s
[Fe/H] = 0 oZAMS
rotation _fost xTAMS ] I
—2 I T B T .0'.3|M? Vo] =
4 3.9 3.8 3.7 3.6 3.5
log Tg; (K)
I‘)g(Roul)
n T T T ™]
2 - -
r 1
1 - -
L 05
3 | s
= [ ‘
o O 1 Eqo
3 L
-1k aty 4[] s
[Fe/H] = 0 oZAMS
rotation _;?:t xTAMS I
—2 P T B B .0'.3|M? L =
4 3.9 3.8 3.7 3.6 3.5
log Tg, (K)

Fig.11. HRD ofa 0.3, 1, 1.4, and 2 M, stars with solar metallic-
ity in fast (solid line) and slow (dashed line) rotation regime. The
coloured gradient depicts the variation of Ry, and R,y (top and
bottom, respectively), expressed in AU, along the stellar evolu-
tion. The triangles, squares and crosses represent the location in
the HRD of the age of the first time-step to in each STAREVOL
models, ZAMS and TAMS, respectively.

Asthe 1, 1.4, and 2 M, stars evolve toward the ZAMS, their
luminosity and effective temperature slowly increase which pro-
duces a small rise of both R;, and R,y. Then, on MS phase,
the HZL follow the intrinsic evolution of stellar luminosity and
slightly increase all the way up to the end of the MS. Stars above
0.5-0.6 M, will reach a state of small HZL during the mid-PMS
phase.

For the 0.3 M, star, this evolution is quite different. Since
the stellar luminosity continuously decreases at almost constant
effective temperature from the PMS to the end of the MS.

The evolution of the stellar activity, that is estimated here
simply thanks to the Rossby regime in which the star is, strongly
depends on the stellar mass and more specifically on the internal
structure of the considered star.

11
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For the 1, 1.4, and 2 M, stars, the stellar activity is high (i.e.
Rossby number < 1) along the PMS phase during which the HZL
are the closest from the star. For these stars, by opposition, the
stellar activity is relatively low during the entire MS (and late
PMS phase for the 2 M, star) phase and may then not impact the
long term development of life during the earliest stages of the
continuously habitable zone (hereafter CHZ, see Sect. 6).

Conversely the 0.3 M, star stays in a high activity regime
during its whole life while the HZ continuously moves closer
from the star.

While there is no definite correlation between the activity
regime in which the star is and the location of the HZL, the stel-
lar activity must be taken into account, and more specifically for
M dwarfs, to assess the habitability of a planet since currently
almost all detected potentially habitable planet orbit low-mass
stars (i.e. around 0.3 M,,). For this stellar mass regime, and as we
showed above, the stellar activity cannot be neglected and may
have strong impacts on the life development/complexification.

Moreover, short term extreme events, such as Carrington-
like and superflares events (Machara et al. 2012), can occur.
Thus using only the Rossby number to assess space weather con-
dition is a zero order approach that will need to be further refined
is future studies.

7.3. Magnetic flux and magnetospheric protection

In addition to be inside the HZ, a planet also needs to possess
an effective magnetospheric protection to be considered as hab-
itable. There are few questions that are worth to answer : what
is the maximum stellar magnetic field (thus magnetic flux) that
a planet found inside the HZ can handle given its own magnetic
field? What is the minimum planetary magnetic field required to
handle a sun-like star magnetic field evolution?

General theoretical robust scaling laws for the amplitude of
magnetic field as a function of parameters computed only thanks
to stellar evolution codes are not yet available in the literature.
Either the magnetic field amplitude is computed from complex
3D numerical simulations and simplified asymptotic balances
(e.g. Brun et al. 2015a; Augustson et al. 2015) or from simpli-
fied relation by assuming the magnetic field at the thermal equi-
librium with the stellar photosphere (e.g. Johns-Krull & Valenti
2000; Cranmer & Saar 2011). Therefore, we rather directly use
the observed trends of the magnetic field strength as a function
of time, rotation and Rossby number.

Folsom et al. (2016) provide a compilation of magnetic field
measurements from three large spectropolarimetric surveys:
HMS (the History of the Magnetic Sun in the framework of the
Toupies* project), BCool, and MaPP3. Their figure 9 displays
clear trends of the mean large-scale magnetic field strength with
age, Rossby, and also rotation (but only for high rotation pe-
riod).

In the framework of an exoplanet orbiting a star with a large
enough orbital radius (larger than few tenth of stellar radius) the
magnetic field to take into account is the large scale magnetic
field. Folsom et al. (2016) found that

B, = 1680.9 x 0748 G, (10)
where ¢ is the age expressed in Myr, and

B, « Ro~!. (11)

4 Toupies: TOwards Understanding the sPin Evolution of Stars.
> MaPP: MAgnetic Protostars and Planets.
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We normalized this latter expression so as to reproduce the Sun’s
magnetic field strength:
RO@

B, =B s
ORO*

(12)

with By = 2 Gauss, Rog = 1.96, while Ro. is estimated using
Tg.

Vidotto et al. (2013) provided a direct relation between the
minimum planetary magnetic field, required for an effective
magnetic protection, and the stellar magnetic field :

B = 16052Pp (Row)'/?, (13)
where
BZ R 4
P " R = ZSs [28S 14
B, ( orb) S (Rorb ( )

is the magnetic pressure with Rgg the source surface radius (as-
sumed to be 2.5 R,, which is known to not be valid for all ages
and rotation rates, see Réville et al. 2015), Bgss the magnetic field
at Rss, Row the orbital radius of the exoplanet, and B™" the mini-
mum planetary magnetic field required for an effective magnetic
protection. Here we assume a simple region of interaction and
we neglect the planetary magnetic field orientation (Saur et al.
2013; Strugarek et al. 2015) as well as the activity cycle and
grand maxima phase.

We considered an Earth mass planet situated at 1 AU. By
coupling Eqgs. (13) and (14), the minimum planetary magnetic
field can be expressed as a function of stellar and planetary pa-
rameters as follows

Bmin ~ 16052 Bz ZSR* a1z
po 87\ 14U :

(15)

Note that Bg‘i“ is proportional to the squared stellar radius.

1000 ko

Il L PR
108 100
Age (yrs)
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1010

Fig. 12. Minimum planetary magnetic field required by a 1 Mg
orbiting a 0.3, 1, 1.4, and 2 M, at 1 AU to produce an effec-
tive magnetic protection. Solid and dashed lines represent slow
and fast rotators, respectively. The Earth is represented by the &
symbol.

At the age of the Sun, an Earth-like planet needs a magnetic
field of at least 0.8 G to be protected from a solar-like magnetic
field of 1.88 G (see Fig. 12), which is consistent with the mea-
sured values of the Earth (Bg ~ 0.5 G) and Sun (Bp = 2 G)
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magnetism. Note that these small differences between numerical
and observed magnetic fields are due to the employed observed
magnetic prescription that only provide order of magnitude mag-
netic field. Because more massive stars are less active on the MS
(see Fig. 10), Bg‘i“ will also globally decrease towards higher

masses. However, since Bg‘i“ is proportional to the squared stel-
lar radius, the minimum planetary magnetic field will increase
during the main sequence as the stellar radius increases. While
the evolution of Bg‘i“ in the case of the 1 M, star is dominated by
the evolution of the stellar magnetic field controlled by the rota-
tion period of the star through the Rossby number, in the case of
the 2 M, star this evolution is controlled by the evolution of the
stellar radius that slightly increases during the MS phase while
the magnetic field remains quite constant.

The minimum planetary magnetic field for the 1 M, first
starts to decrease up to 2 Myr when the radiative core appears
inside the star. This stable core development decreases the con-
vective turnover timescale and thus decreases the Rossby num-
ber of the star, which leads to the increase of the stellar magnetic
field strength as well as Bg‘i“. This diminution then continues up
to the ZAMS where the size of the core will remain almost con-
stant. After the ZAMS the decrease of B, (and B"") is entirely
controlled by the rotation, as R, is almost fixed, that continu-
ously decreases because of the stellar magnetic wind braking.
Beyond the MS turn-off and during the RGB phase both mag-
netic fields slightly increase as the radius of the star increases so
as to maintain a surface hydrostatic equilibrium.

The evolution of Bg’i" for the 2 M, follows more or less the
same trends except that the internal structure of this star is fixed
at the beginning of its evolution. BEﬂ“ first starts to decrease be-
cause of the stellar contraction, then reaches a plateau at ZAMS
that will last until the red-giant phase where Bg‘i“ will sharply
increase.

In the case of the 0.3 M, star a radiative core starts to develop
just before 100 Myr and will last for only 50 Myr. The growth of
the core sharply decreases the convective turnover time (as the
size of the convective envelope decreased) producing the rise of
the stellar and thus planetary magnetic field in our simplified
approach. As a consequence, the minimum planetary magnetic
field rises up to 100 G during this brief phase. As a 0.3 M, is
fully convective during almost its entire life and as the magnetic
braking is not efficient during the MS, the minimum planetary
magnetic field remains quite constant throughout the entire evo-
lution of such low-mass star.

During the MS, the minimum magnetic field Bg‘i“ in the case
of a solar-type star is about one order of magnitude lower than
Bg‘i“ for a M-dwarf star.

Inversely, if we fix the planetary magnetic field we can study
the evolution of the maximum stellar magnetic field that a planet
can handle:

g B0 [ (140N
716052 2.5R, ’

Figure 13 shows the temporal evolution of B]"** as a function
of the stellar mass for two planetary magnetic field strengths (0.5
and 1 Gauss). As the star evolves, its radius first decreases which
is translated, at fixed planetary magnetic field, by an increase
of the maximum stellar magnetic field that the planet can sup-
port (since B™ evolves as R;2, see Eq. 16). During the MS this
maximum magnetic field reaches a plateau as the stellar internal
structure remains almost constant. During the RGB, and follow-
ing the stellar expansion, BT slowly decreases. As expected a

(16)

T
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Fig. 13. Maximum stellar magnetic field that a 1 Mg orbiting a
0.3, 1, 1.4, and 2 M, star at 1 AU can sustain given its fixed
magnetic field. Solid and dashed lines represent slow and fast
rotators, respectively. The Sun is represented by the © symbol.

more magnetized planet can handle a more intense stellar mag-
netic field strength. Note here that Eq. (16) only takes into ac-
count of the structural aspect (through the evolution of R..) and
no dynamical evolution. Moreover, the effect of the orientation
of the planetary magnetic field with respect to that of the star is
here also not taken into account.

8. Conclusions

To assess the habitability of a class I exoplanet (i.e. with sur-
face liquid water), the HZL first needs to be precisely defined. In
the literature the HZ is considered at a specific time of the evo-
lution (i.e., considering the properties of the present-day Sun).
However, we show in this paper that the variations of the HZL
are important as stars evolve, and that the HZL depend on stel-
lar mass and metallicity because they strongly affect the stellar
luminosity and effective temperature. These two quantities are
marginally affected by a change in rotation rate. However, stellar
rotation will have a major role on tidal and magnetic torques evo-
lution (Mathis 2015; Strugarek et al. 2015; Bolmont & Mathis
2016) that will then dramatically affect the orbital evolution of
a given planet. We have shown in this work that a correlation
exist between the stellar activity and location of the HZ along
the stellar evolution, indeed the HZL are the closest from the
star when this latter is in a high active regime. Eventhough the
impact of stellar activity on the HZL is not straightforward to as-
sess, it may impact the planet’s atmospheric conditions which in
turn will impact the location of the HZL. In this work we showed
that M-dwarf stars possess a strong stellar activity during their
entire life, while more massive stars (solar-type and intermediate
mass star) only exhibit strong activity during their early evolu-
tion (i.e. during their PMS phase). As the stellar mass decreases
its magnetic field strength globally increases, at least during the
MS phase during which a star-planet system will pass almost its
entire evolution. As a consequence, during the MS the minimum
magnetic field required by an exoplanet for an efficient magneto-
spheric protection will increase for decreasing mass. This could
pose a problem in finding habitable planets as exoplanets inside
the habitable zone are currently almost only found around M-
dwarf stars.
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With this work we provide better constraints on the HZL
by using the stellar evolution code STAREVOL that incorpo-
rates up-to-date mechanisms of stellar evolution physics. The fi-
nal purpose of this study is to provide the community with an
on-line tool dedicated to the study of the evolution of the hab-
itability (link to the HZ and planet’s orbital motion) of a poten-
tial exoplanet. This tool will then be very useful for example
for the CHEOPS (Broeg et al. 2013), TESS (Ricker et al. 2015),
PLATO (Rauer et al. 2014), and SPIRou (Moutou et al. 2015)
community. Thanks to the models presented in this paper we can
predict the HZL for numerous star-planet configurations (and for
three planetary masses), and can already provide the community
with a dedicated grid of stellar models to estimate this quantity.

Additionally, the evolution of the planet’s orbital motion is
expected to strongly impact the habitability by moving the planet
inside or outside the HZ. Detailed analysis of tidal dissipation in
both planet and star is then crucial to study this evolution (e.g.
Mathis & Remus 2013; Ogilvie 2014). This mechanism will be
soon implemented in the STAREVOL code using the formalism
of (Ogilvie 2013) and Mathis (2015), and the corresponding re-
sults will be presented in a forthcoming paper.
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CHAPITRE 6. APPLICATIONS DE LA GRILLE A DES CAS PRATIQUES

6.3 Estimation des parametres d’étoile-hotes - Art. Santerne et al. (2016)

Les planetes géantes extra-solaires sont étudiées depuis maintenant plus de 20 ans. Cependant, il existe
toujours des questions ouvertes quant a leur processus de formation et de migration ainsi qu’a 1’évolution
des conditions atmosphériques planétaires dans différents environnements stellaires. Dans cet article, nous
étudions un échantillon d’exoplanetes géantes en transit devant leur étoile-hote qui ont été détectées par le
télescope spatial Kepler avec des périodes orbitales inférieures a 400 jours. On définit tout d’abord un sous-
échantillon de 129 candidates autour d’étoiles de type solaire sur la séquence principale (0,7Ms < M <
1,4M;, et R < Rtams), qui ont été suivies avec le spectrographe SOPHIE (OHP, France) dans le cadre d’une
campagne de 6 ans de mesure des vitesses radiales (en complément de la méthode des transits). Ceci nous
a permis de relever la véritable nature de ces candidats et de mesurer un taux de faux-positifs de 1’ordre de
54,6+ 6,5% pour des géantes orbitant avec une période inférieure a 400 jours.

Une fois obtenu cet échantillon de planetes confirmées, on en dérive ensuite un taux d’occurrence de
planetes géantes a différentes périodes orbitales. On obtient ainsi une probabilité globale de 4,6 +0,6%
d’avoir une planete géante avec une période orbitale inférieure a 400 jours.

On retrouve les différentes populations de planétes géantes qui avaient été relevées par les programmes
d’observation de vitesses radiales pour la premiere fois avec les données Kepler. En comparant ces données
avec d’autres sources, nous trouvons un taux d’occurrence inférieur pour les jupiters chauds mais pas pour
les géantes plus lointaines.

Pour la premiere fois également, nous dérivons, le taux d’occurrence des naines brunes dans ce que I’on
appelle le désert des naines brunes, avec une valeur de 0,29 +0,17%.

Finalement, nous discutons des propriétés physiques des géantes de notre échantillon. Nous confirmons
ainsi que les planetes géantes modérément irradiées par I’étoile hote ne sont pas gonflées, mais qu’elles
sont en moyenne plus petites que ce que les modeles de formation et d’évolution de systemes planétaires
ne prédisent.

Enfin, dans ce régime de faible irradiation nous obtenons une possible corrélation entre la densité de la
planete et la métallicité de 1’étoile-hdte. Cependant cela demanderait un nombre de détections plus impor-
tant pour étre confirmé.

L article est suivi d’une liste des exoplanetes géantes candidates étudiées dans cette étude et d’une
caractérisation spectroscopique de chacun des systemes.
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ABSTRACT

While giant extrasolar planets have been studied for more than two decades now, there are still some open questions as to their
dominant formation and migration processes, as well as to their atmospheric evolution in different stellar environments. In this paper,
we study a sample of giant transiting exoplanets detected by the Kepler telescope with orbital periods up to 400 days. We first defined
a sample of 129 giant-planet candidates that we followed up with the SOPHIE spectrograph (OHP, France) in a 6-year radial velocity
campaign. This allowed us to unveil the nature of these candidates and to measure a false-positive rate of 54.6 + 6.5% for giant-planet
candidates orbiting within 400 days of period. Based on a sample of confirmed or likely planets, we then derived the occurrence rates
of giant planets in different ranges of orbital periods. The overall occurrence rate of giant planets within 400 days is 4.6 + 0.6%.
We recovered, for the first time in the Kepler data, the different populations of giant planets reported by radial velocity surveys.
Comparing these rates with other yields, we find that the occurrence rate of giant planets is lower only for hot Jupiters but not for the
longer-period planets. We also derive a first measurement of the occurrence rate of brown dwarfs in the brown-dwarf desert with a
value of 0.29 + 0.17%. Finally, we discuss the physical properties of the giant planets in our sample. We confirm that giant planets
receiving moderate irradiation are not inflated, but we find that they are on average smaller than predicted by formation and evolution
models. In this regime of low-irradiated giant planets, we find a possible correlation between their bulk density and the iron abundance

of the host star, which needs more detections to be confirmed.

Key words. planetary systems — binaries: spectroscopic — techniques: radial velocities — techniques: spectroscopic —

techniques: photometric

1. Introduction

Twenty years after the discovery of the first extrasolar giant
planet around a main sequence star (Mayor & Queloz 1995),
not all questions about extrasolar giant planets (EGPs) have
been answered. Their formation, migration, and evolution are
far from having been fully understood. As an example, both

* Based on observations made with SOPHIE on the 1.93 m telescope
at Observatoire de Haute-Provence (CNRS), France.
** RV data (Appendices C and D) are only available at the CDS via
anonymous ftp to cdsarc.u-strasbg. fr (130.79.128.5) or via
http://cdsarc.u-strasbg.fr/viz-bin/qcat?J/A+A/587/A64

Article published by EDP Sciences

the well-adopted core — accretion model (e.g. Mordasini et al.
2009b) and the latest results from the disk — instability model
(e.g. Nayakshin 2015a,b) are able to reproduce the observed cor-
relation of giant-planet formation rates with the metallicity of
host stars (Santos et al. 2001), thereby reopening the question
about their dominant formation process. Another example is the
inflation of some giant, highly irradiated planets that could not
be modelled with reasonable physical ingredients (e.g. Almenara
et al. 2015).

Difterent physical processes are currently proposed to ex-
plain their strong inflation (see e.g. Baraffe et al. 2014, for a
review), but this question has still not been completely solved.
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Even the definition of what a giant planet may be is still an open
question at both extremes: the lower mass planets (Hatzes &
Rauer 2016) and the brown dwarf regime (Schneider et al. 2011;
Chabrier et al. 2014). When the orbital obliquity is put into the
picture, it raises even more questions about the complexity in the
planet formation and evolution (Winn et al. 2010; Hébrard et al.
2010; Triaud 2011; Dawson 2014).

At a time when small planets in the habitable zone are be-
ing found (e.g. Jenkins et al. 2015), characterising EGPs is still
of high importance for answering these questions. Moreover,
since their formation process is tightly connected, it is impor-
tant to understand the formation processes of the large planets
before exploring those of the smallest ones. A lot of constraints
on EGPs have already been added by radial velocity (RV) sur-
veys (e.g. Santos et al. 2001; Udry et al. 2003; Howard et al.
2010; Mayor et al. 2016; Adibekyan et al. 2013; Dawson &
Murray-Clay 2013). However, these planets do not have a radius
measurement (except for a few of them, e.g. Moutou et al. 2009),
which does not allow one to understand their density diversity or
their atmospheric physical properties.

The population of transiting EGPs receiving a moderate or
low irradiation is still poorly explored, with only five objects
characterised well (mass and radius significantly measured) with
orbital periods longer than a month (Santerne et al. 2014). These
planets, which are rarely seen in transit', pave the way between
the hot Jupiters and the solar system giants, so they can offer
unprecedented information for understanding the physics of the
atmosphere, the formation, and the migration of such planets. In
this context, the Kepler space telescope (Borucki et al. 2009) has
detected giant-planet candidates with orbital periods as long as
several hundred days (Coughlin et al. 2015), so that it is probing
this population of low-irradiation planets.

Giant transiting exoplanets are easily mimicked by other
stellar objects, thereby leading to false positives (e.g. Brown
2003; Torres et al. 2005; Cameron 2012), making it difficult
to interpret the candidates without establishing their nature.
Spectroscopic follow-up can easily reveal blended multiple stel-
lar systems (Santerne et al. 2012b; Kolbl et al. 2015), and
high-resolution imaging (e.g. Lillo-Box et al. 2014) can unveil
close-by companions. However, to firmly establish their plane-
tary nature, one has to detect their Doppler signature or use sta-
tistical methods (also known as planet-validation, see Santerne
et al. 2014, for an illustration of both methods). To correctly in-
terpret the transit detections, follow-up observations are there-
fore needed, especially for the population of giant exoplanets.

In this paper, we present the results and interpretation
of a six-year RV campaign with the SOPHIE spectrograph
(Observatoire de Haute-Provence, France) of a complete sample
of giant transiting candidates detected by Kepler within 400 days
of orbital periods. This paper completes and extends the work
presented in Santerne et al. (2012b). In Sect. 2, we define the
giant-planet candidate sample detected by Kepler and selected
for our RV follow-up programme. In Sect. 3, we present the per-
formed spectroscopic observations, their analysis, and the nature
of the candidates that are discussed case by case in Appendix A.
In Sect. 4, we computed the false-positive rate of Kepler exo-
planet giant-planet (EGP) candidates within 400 days and com-
pare it with previous estimations. In Sect. 5, we measure the
occurrence rates of EGPs and brown dwarfs (BD) in different
ranges of orbital periods that we compare with the values de-
termined in other stellar populations (e.g. the solar neighbour-
hood). In Sect. 6, we discuss some physical properties of these

! Their transit probability is at the level of 1% or below.
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EGPs and the ones of their host stars. Finally, we make a sum-
mary of the main results of this paper and draw our conclusions
in Sect. 7. The spectroscopic data are listed in the Appendices C
and D.

2. The giant-planet candidate sample

To select the EGP candidates, we used the list of Kepler ob-
jects of interest (KOI), which has been successively published
in Borucki et al. (2011a,b), Batalha et al. (2013), Burke et al.
(2014), Rowe et al. (2015), Mullally et al. (2015), and Coughlin
et al. (2015). The latest release corresponds to the candidates
detected based on the full dataset of the Kepler prime mission
(from quarters Q1 to Q17). These candidates are listed in the
NASA exoplanet archive?, together with their orbital and transit
parameters. We used the cumulative KOI table as of 2015 June 5.
In this table, there are 8826 KOIs. We first removed all the KOIs
that were already identified as false positives using the Kepler
data. These false positives are mostly background eclipsing bi-
naries (EBs) and background transiting planets that produce an
in-transit astrometric signal, called the centroid effect (Batalha
et al. 2010; Bryson et al. 2013). Among all the KOlIs, 4661 are
not obvious false positives and are labelled as planet candidates
in the catalogue. These candidates have a host star magnitude in
the Kepler bandpass (K,,) ranging from 8.2 to 19.5, with a me-
dian of 14.6.

From this list of 4661 candidates, we kept only the 2481 ones
that transit a host star with a magnitude K, < 14.7. This was cho-
sen to match the maximum magnitude for which the SOPHIE
spectrograph (see Sect. 3) could reach a RV photon noise better
than 20 ms™! for slow-rotating stars in a maximum of 3600 s of
exposure time (Santerne et al. 2013b). Such precision is the min-
imum needed to significantly detect the RV signal of a Jupiter-
mass planet with orbital periods of up to a few tens of days (e.g.
Santerne et al. 2011b, 2014).

To select the candidates that are compatible with an EGP, we
kept the KOIs that have a reported transit depth () between 0.4%
and 3%. Very few EGPs have been found so far with a transit
depth below 0.4%, and most of them are transiting evolved stars:
e.g. KOI-428 (Santerne et al. 2011a), WASP-72 (Gillon et al.
2013), WASP-73 (Delrez et al. 2014). At the other extreme, only
one EGP has been found with a transit depth greater than 3%,
KOI-254 (Johnson et al. 2012), whose M-dwarf host represents
a small fraction of the KOIs (Dressing & Charbonneau 2013).
We are therefore confident that those criteria select the majority
of the EGPs transiting FGK dwarfs. We did not select the giant-
planet candidates based on their estimated radius because this
value depends strongly on the 40% uncertain estimated radius
of the host (Huber et al. 2014). The complete selection of can-
didates based on their estimated radius is therefore uncertain.
Moreover, the transit depth is a directly measured observable,
and as such are more reliable than the estimated planetary ra-
dius. By selecting candidates based on their transit depth, how-
ever, one might have some contamination from low-mass EBs or
small planets transiting small stars.

Among the giant-planet candidates we finally selected all
those with an orbital period (P) of less than 400 days. This in-
sures that at least three transits were observed during the entire
duration of the Kepler prime mission. By applying the three se-
lection criteria (K < 14.7,0.4% < 6 < 3%, and P < 400 d), we
find 129 KOIs on 125 target stars. They are displayed in Fig. 1
and listed in Table B.1, together with their various ID, their main

2 http://exoplanetarchive.ipac.caltech.edu
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Fig. 1. Planet candidates detected by the Kepler telescope in the
QI1-Q17 dataset. Their transit depth is displayed here as a function of
their orbital period. The size of the circle is relative to the magnitude
of the host. The grey region in the upper panel represents the selection
criteria used to define the giant-planet candidate sample (see text). The
lower panel is a zoom to this selected population of candidates.

orbital and transit parameters (period, depth, and scaled distance
to star), as well as their host properties as determined by Huber
et al. (2014).

Santerne et al. (2012b) used the same criteria in terms of
magnitude limits and transit depths, but the candidate periods
were limited to 25 days. The new sample extends the sample for
periods up to 400 days and contains three times more candidates
than the previous study.

3. Unveiling the nature of the candidates
3.1. SOPHIE observations and reduction

We observed the candidate sample with the SOPHIE spectro-
graph (Bouchy et al. 2009¢) mounted on the 1.93 m telescope
at the Observatoire de Haute-Provence (France). SOPHIE is a
fibre-fed high-resolution stable spectrograph dedicated to high-
precision RV measurements (Perruchot et al. 2008; Bouchy et al.
2009c, 2013). The observations were done as part of a large pro-
gramme dedicated to Kepler targets and funded by the French
Programme of Planetology® from 2010 July14 to 2015 July15.

During these six observing campaigns, this programme col-
lected more than 1000 spectra on 154 different targets, spread
over more than 370 nights, cumulating more than 640 h of open-
shutter time. Each target was observed between two and 51 dif-
ferent epochs with a typical precision of about 20 ms™'.

3 Programme IDs: 10A.PNP.CONS, 10B.PNPMOUT, 11A.PNP.
MOUT, 11B.PNPMOUT, 12A.PNPMOUT, 12B.PNPMOUT, 13A.
PNPMOUT, 13B.PNPHEBR, 14A.PNPHEBR, 14B.PNP.HEBR,
15A.PNP.HEBR.

Most observations were performed using the high-efficiency
(HE) mode of SOPHIE with an instrumental resolution
of ~39 000. For a few targets brighter than K, = 12, we ob-
served them using the high-resolution mode (HR), which has
an instrumental resolution of ~75 000 and a better light scram-
bling (Perruchot et al. 2011), providing better precision. All
spectra were reduced using the online pipeline. We computed
the weighted cross-correlation function (CCF) using a G2 mask
(Baranne et al. 1996; Pepe et al. 2002). This mask has been opti-
mised for solar-type stars, which is the main population observed
by Kepler.

When necessary, we corrected the CCFs affected by the
Moon’s background light following the procedure described in
Baranne et al. (1996). We then measured the RV, bisector span,
and full width half maximum (FWHM). All the measurements
are reported in Tables C.1-C.3 and analysed in Appendix A. The
errors on the RV are estimated using the method explained in
Bouchy et al. (2001) and in Appendix A of Boisse et al. (2010).
For the bisector and FWHM, we used the photon noise factors
listed in Santerne et al. (2015). These spectroscopic diagnostics
are used to reveal the presence of contaminating stars, therefore
likely false positives that might be the source of the transit event
(Santos et al. 2002; Torres et al. 2005). Several stars that present
a ~100 ms~! scatter in FWHM, including the RV constant star
HD 185144 (Santerne et al. 2014), we concluded this scatter was
from the insufficient thermal control of the instrument that in-
troduces slight changes in focus (Courcol et al. 2015). For this
reason, we used the FWHM as a vetting tool only if the variation
is much larger than 100 ms™!.

We corrected the RV from the CCD charge transfer ineffi-
ciency (Bouchy et al. 2009a) using the calibration described in
Santerne et al. (2012b). Following Santerne et al. (2014), we also
corrected instrumental drifts in the RV using the ones measured
on the constant star HD 185144 on the same nights. The RV we
used for this correction are listed in Table D.1. This allowed us
to reach an rms down to 13 ms~! over more than two years on
stars as faint as K, = 14.5, which is equivalent to the photon
noise.

3.2. Stellar atmospheric analyses
3.2.1. Stellar atmospheric parameters

To support the determination of the nature of the candidates
showing no significant RV variation (within 3o, see Sect. 3.3.3),
we performed a detailed spectral analysis of the targets*. This
allowed us to improve the upper limits on the candidate mass
and to identify evolved stars that are hosts of false positives.
Some spectra have a signal-to-noise ratio (S/N) that is too low
for a detailed spectral analysis. Among the 125 candidates hosts,
we selected 12 stars with no significant RV variation and a
S/N high enough to analyse their SOPHIE spectra. We derived
the atmospheric parameters of those 12 stars after correcting
for their RV shifts and the cosmic-ray impacts. We subtracted
the sky contamination (using the spectra of Fibre B) from the
target spectra (in Fibre A), after correcting for the relative effi-
ciency of the two fibres. To derive the atmospheric parameters,
namely the effective temperature (T.g), surface gravity (logg),
metallicity ([Fe/H]), and microturbulence (&), we followed the
methodology described in Sousa et al. (2008) and Tsantaki et al.
(2013). This method relies on measurement of the equivalent

4 The spectral analysis of bona-fide exoplanets are presented in dedi-
cated papers.
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Fig. 2. Comparison of the T.q, logg, and [Fe/H] we derived by spectroscopy with the ones derived photometrically by Huber et al. (2014) for
the 37 targets listed in Table B.2. Open and filled circles are for stars hotter and cooler than the Sun (respectively). The log g of the giant host

KOI-5976 is not displayed here for the sake of clarity in the plot.

widths (EWs) of Fe and Fe
and ionization equilibrium.

The analysis was performed by assuming local thermody-
namic equilibrium using a grid of model atmospheres (Kurucz
1993) and the radiative transfer code MOOG (Sneden 1973). The
iron line lists for this analysis were taken from Sousa et al.
(2008) for the hotter stars (>5200K) and from Tsantaki et al.
(2013) for the cooler ones. The EWs were measured automat-
ically with the ARES 2.0 code (Sousa et al. 2015). To ensure
accurate measurements of the EWs, we excluded any lines with
errors over 20% of their absolute values. We corrected the ob-
served log g using the asteroseismic calibration of Mortier et al.
(2014). The derived parameters are reported in Table B.2 and
discussed case by case in Appendix A. We finally updated the
stellar fundamental parameters using the Dartmouth stellar evo-
lution tracks of Dotter et al. (2008).

In Table B.2, we also list the spectroscopic parameters
of 25 planet hosts derived by our team and published in previous
papers (e.g. Almenara et al. 2015; Bonomo et al. 2015). These
stellar parameters were derived using either the MOOG (as de-
scribed above) or the VWA software. Comparison between the
two on some targets have shown no significant differences (e.g.
Santerne et al. 2014). These stellar parameters are also available
in SWEET-Cat® (Santos et al. 2013). For the other candidates
or planet hosts, we used the spectroscopic parameters found in
the literature (e.g. Huber et al. 2014). For some targets we used
an ESPaDOnS® (Bonomo et al. 2015) or HARPS-N’ co-added
spectrum (Hébrard et al. 2014). In total, we thus have 37 stars
from our sample for which we could derive precise parameters
from a spectroscopic analysis.

We determined the vsini, of the single-line spectra using
the average width of the SOPHIE CCF and the relations in the
Appendix B of Boisse et al. (2010). We estimated the (B — V) of
the host stars based on their atmospheric parameters reported by
Huber et al. (2014) and the calibration from Pecaut & Mamajek
(2013). We did not use the observed (B— V) because it is affected
by unknown interstellar extinction, which would introduce sys-
tematic noise. The method of Boisse et al. (2010) finds an un-
certainty of 1 kms~! that we conservatively increased by 20% to
account for the errors in the T and in the (B — V) calibration.

lines and on imposing excitation

> The SWEET-Cat is available at: http://www.astro.up.pt/
resources/sweet-cat/

¢ CFHT programme 12BF24 (PI: Deleuil).

7 OPTICON programme IDs: OPT12B_13, OPT13A_8, OPT13B_30
(PI: Hébrard); TNG programme IDs: A28DD2 (PI: Santerne).
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For fast-rotating stars (vsini, 2 10 kms™'), we fitted the CCF
with a rotation profile as described in Santerne et al. (2012a) to
determine their v sin i,. We list their measured values and uncer-
tainties in Table B.3.

3.2.2. Comparison with Huber et al. (2014)

We compared the results from the spectral analyses we per-
formed in the context of this spectroscopic follow-up of Kepler
giant-planet candidates with the ones of Huber et al. (2014), de-
rived based on colour photometry. In Fig. 2, we compare the Teg,
log g, and [Fe/H] of the 37 stars, derived by spectroscopy with
the ones independently reported by Huber et al. (2014).

We find agreement between the spectroscopic and photo-
metric Te.x with a systematic offset of AT = TogSpectro —
TogHuber+l4 — _51 + 298 K. The logg values are very noisy,
and no systematic offset is found with Alogg = log > —
log gMber+14 = _0.01 + 0.04 cms~2. However, for the [Fe/H],
some stars seem to have a lower photometric metallicity com-
pared with the spectroscopic one. The systematic offset is
A[Fe/H] = [Fe/H]SPect® — [Fe/HJHuber+14 = (.17 + 0.04 dex.
This systematic offset agrees perfectly with the value found by
the massive low-resolution spectroscopic survey of the Kepler
fields performed with LAMOST (Dong et al. 2014). We find
that this offset in the stellar metallicity seems to depend on the
stellar effective temperature. If we divided our list of targets
into two subsamples (see Fig. 2), one for stars that are cooler
or one for those hotter than the Sun, this systematic offset is
A[Fe/H]*°' = 0.09 + 0.06 dex and A[Fe/H]"™" = 0.22 +0.05 dex.
Stellar rotation, which is higher for the hot stars, might be one of
the reasons for this discrepancy. This Teg — [Fe/H] trend might
also be an artefact of the spectroscopic method, used either for
our analyses or for calibrating the photometric values in Huber
et al. (2014). Torres et al. (2012) have already pointed out some
systematic effects in the determination of the spectroscopic pa-
rameters, especially for stars hotter than 6000 K. We expect these
systematics to be particularly strong at relatively low S/N (typi-
cally <50), which is the regime of S/N for the spectra of most of
the Kepler targets.

Wang & Fischer (2015) propose a correction of the metallic-
ities from the Kepler input catalogue (Brown et al. 2011) using

8 The values and errors reported in this paragraph correspond to the
mean and its uncertainty computed as o/VN — k¢, with o the standard
deviation, N the number of points, and k¢ the number of free parameters
(Gott et al. 2001). Here, k¢ = 1.
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the spectroscopic data from Buchhave et al. (2014). Since Huber
et al. (2014) used the same spectroscopic data to calibrate their
metallicities, this correction is no longer valid.

3.3. Nature of the candidates

The nature of the candidates is unveiled case by case in the
Appendix A, reported in Table B.1, and displayed in Fig. 3.
We present below a summary of the different populations of
candidates.

3.3.1. Bona fide planets and brown dwarfs

In the sample of 129 giant-planet candidates, 30 of them are
bona fide planets already established and characterised by other
spectroscopic facilities (e.g. Latham et al. 2010; Endl et al.
2011; Gandolfi et al. 2013) by transit timing variation analyses
(e.g. Ofir et al. 2014) and by the “multiplicity-boost” validation
(Rowe et al. 2014). Except for a few cases, we did not observe
them with SOPHIE, relying on the candidate nature that has been
secured in the respective papers. In this sample, our team estab-
lished and characterised 18 EGPs and brown dwarfs that have
already been published in previous papers of this series.

The distinction between EGPs and brown dwarfs has been
widely discussed (e.g. Chabrier et al. 2014) and remains un-
certain unless we know the formation history of these objects.
With a mass of ~18 M, Kepler-39 b (Bouchy et al. 2011) is
somewhat arbitrarily considered as a brown dwarf. Considering
it as a planet would not change the results of this paper sig-
nificantly, except for Sect. 5.3. The other two massive sub-
stellar companions in our sample (KOI-205 b (~40 M) and
KOI-415 b (~62 My, ): Diaz et al. 2013; Moutou et al. 2013a) are
very likely to be brown dwarfs. Finally, the case of the 78 Mo, -
companion to KOI-189 has been classified as a very-low-mass
star by Diaz et al. (2014b). This leads to a total number of bona
fide EGPs in our candidate sample of 45 and 3 brown dwarfs.
All the references are provided in Table B.1.

3.3.2. Eclipsing binaries and contaminating eclipsing
binaries

Among the 129 candidates, we detected 63 EBs that show
up to three different sets of lines in the spectra. The spectro-
scopic observations, analyses, and conclusions are described in
Appendix A or in Santerne et al. (2012b). When two or three sets

of lines are detected in the spectra, we fitted the cross-correlation
function with two or three Gaussian profiles (respectively). For
these cases, we estimated the RV photon noise using the follow-

ing equation:
VFWHM [kms™!] |

CTRS[%]x S/N ’ S
with Agg = 3.4 and Ayr = 1.7 for both instrumental modes of
SOPHIE. The S/N is the S/N per pixel computed by averaging
the flux in the 200 pixels at the centre of the spectral order #26
(i.e. at about 550 nm), and CTRS is the contrast of the averaged
line profile. This photon-noise estimate has been calibrated on a
set of standard stars, following the same procedure as described
in Bouchy et al. (2005).

Among those 63 EBs, 48 are spectroscopic binaries showing
one or two set(s) of lines (hence an SB1 or SB2). In most cases,
we observed them only two or three times, which is not enough
to fully characterise the mass and eccentricity of these binaries.
To estimate the companion mass of an SB1, we assumed a cir-
cular orbit at the transit ephemeris and no significant RV drift.
Several caveats in our analyses might significantly change the
reported companion masses. First, the circular orbit assumption
is not reasonable for binaries with an orbital period longer than
about ten days (Halbwachs et al. 2003; Raghavan et al. 2010).
Second, the primary mass estimate from Huber et al. (2014) that
we used might be affected by the presence of a stellar compan-
ion. Finally, if the orbital periods of these binary are twice the
ones detected by Kepler, the reported masses are also wrong.

For SB2 binaries, we used the slope of their RV correlation
to measure the binary mass ratio (Wilson 1941). As for the SB1,
we observed most of them only very few times, which limits the
possibility of determining their mass and eccentricity.

These spectroscopic binaries are stars eclipsing the target.
Their eclipse depth is likely not to be diluted by a substantial
third light; otherwise, we would have detected it in our spectro-
scopic data. They are able to mimic a giant-planet candidate be-
cause they have a grazing eclipse with a depth compatible with
the one of an EGP. A few binaries are stars with an EGP-like
radius, whose identification is impossible from the light curve
alone, unless they present a deep secondary eclipse (as in Zhou
& Huang 2013) or a large beaming, ellipsoidal, or reflection
effect.

In this sample of EBs, we detected 16 eccentric systems
(2 already characterised in Santerne et al. 2012b, and 14 new
ones described in the Appendix A) that present only a secondary
eclipse, the primary eclipse invisible from Earth (Santerne et al.
2013a). Two other candidates are secondary-only EBs in more
complex multiple stellar systems. These numbers are fully com-
patible with the predictions of Santerne et al. (2013a).

We also found 15 stellar systems that either present three
stellar components in the spectra, or SB2 with RV that are not
anti-correlated, revealing the presence of a third, unseen star in
the system. Those candidates, most likely triple systems, have
an eclipse depth that is severely diluted by the target star. In
these cases, even a relatively deep eclipse might mimic the tran-
sit depth of a planet. Moreover, if the EB is eccentric, only the
primary or secondary eclipse could be visible. Triple systems
might be difficult to identify by spectroscopy because the bright-
est star in the system is not the eclipsed star. Moreover, if the
eclipsing system is physically bound with the target star, they are
most likely blended in both photometry and spectroscopy. Using
the variation in the line profile (the bisector and the FWHM, see
Santerne et al. 2015), we identified some triple systems with rel-
atively faint companions compared with the target star. However,

ORV [kms“] =A; X
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if the eclipse host contributes to less than about 5% of the total
flux of the system (magnitude difference more than 3, or mass
ratio lower than ~0.5), we would not be able to detect the sec-
ond set of lines in the cross-correlation functions or its impact on
the target line-profile shape. If such systems are present in our
sample, we would not be able to identify them as false positives.
Therefore, the actual number of diluted EBs might exceed what
we found.

In the Table B.1 and in the rest of the paper, we refer to the
48 systems with an undiluted eclipse depth as eclipsing binaries
(or EB). We also refer to the 15 ones with a diluted eclipse depth,
which are either triple systems or background EBs, as contami-
nating eclipsing binaries (or CEB).

Among the 63 EBs we detected, 54 are already included in
the Kepler EB catalogue (v3)° of Kirk et al. (in prep.). The other
nine are unveiled by our observations and were not previously
identified as such based on the Kepler light curve. In this cata-
logue, we found two candidates listed as EB, but our observa-
tions do not support this statement. In previous versions of the
catalogue, some bona fide exoplanets were also listed (as dis-
cussed already in Santerne et al. 2012b).

3.3.3. No variation cases

For 18 giant-planet candidates, we found no significant RV, bi-
sector, or FWHM variation. The nature of these candidates re-
mains uncertain: they might be planets that have too low a mass
for our RV precision or they might be diluted EBs with a large
flux ratio between the eclipse host and the target star, which
make them undetectable in our spectroscopic data.

Assuming these candidates are planets, we derived their up-
per limits in mass. For that, we analysed the data with the
MCMC algorithm of the PASTIS software (Diaz et al. 2014a).
We used a uniform prior for the RV amplitudes (between O
and 100 kms™!) for the systemic RV (between —100 kms™!
and +100 km s™") and for the argument of periastron (between 0°
and 360°). For the eccentricity, we used a Beta distribution as a
prior, as recommended by Kipping (2013). We fixed the periods
and epochs of transit to the ones found by Kepler. When only
two or three different observed epochs were available, we fixed
the eccentricity to zero. When enough RV were available, we
fitted a Keplerian orbit. If sub-giant planet candidates were de-
tected in the light curve of the same system, we also included
them in the model, even if their RV contribution is expected to
be negligible. The choice of the model (circular vs. eccentric),
as well as the number of planets, is described in Appendix A,
together with the derived upper limits. We report these upper
limits on the mass of the candidates, assuming they are planets,
in Table B.4.

Among the 18 unsolved cases, one has a mass constraint
that is still compatible with a brown dwarf (KOI-2679.01), and
another one has a mass constraint compatible with a low-mass
star (KOI-3783.01). Those two cases are giant-planet candidates
transiting fast-rotating stars for which precise RV measurements
are difficult to obtain.

3.3.4. Particular cases

Some candidates we observed have masses that have already
been constrained by spectroscopy or TTV analysis. Our mass

® The Kepler EB catalogue is available at: http://keplerebs.
villanova.edu
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constraints are fully compatible except in two cases. The first
case is KOI-1353.01. Assuming a circular orbit, we find a planet
mass of 1.55 + 0.34 My, while Schmitt et al. (2014b) report a
mass of 0.42+0.05 Mo, for the same planet based on a TTV anal-
ysis. Our mass constraint is therefore significantly higher (at
the 3.307) than the one found by TTVs. At least three reasons
could explain this discrepancy: first, we find a host that is also
more massive at the 3.70 level; second, the star is active, which
might have significantly affected our RV or the transit times
(Barros et al. 2013; Oshagh et al. 2013), and finally this planet
might be significantly eccentric even if a low eccentricity has
been reported by Schmitt et al. (2014b). For this case, more data
and better precision are needed to make a firm conclusion.

The second case is KOI-372.01 for which the mass has re-
cently been reported in Mancini et al. (2015) based on RV ob-
servations with the CAFE spectrograph. They found a RV am-
plitude of 132 + 6 ms~!, while our SOPHIE HR RV shows no
significant variation with an rms of 24 ms~'. The analysis of
the SOPHIE spectra and their comparison with the CAFE obser-
vations will be presented in a forthcoming paper (Demangeon
et al., in prep.). We considered this case as unsolved.

Finally, KOI-3663 b/Kepler-86 b, previously validated statis-
tically by Wang et al. (2013), reveals some line-profile variations
correlated with the RV data (see Appendix A.41). More obser-
vations are needed to conclude something about this case, and
KOI-3663 b might not be a planet but a triple system. Without
further evidence, we consider it as a planet in the rest of this
article.

4. The false-positive rate

Based on the results of our spectroscopic survey, we can measure
the false-positive rate of the Kepler giant-planet candidates, an
extension of the previous rate 34.8 + 6.5% measured by Santerne
et al. (2012b) for EGPs within a 25-day orbital period.

4.1. The giant-planet false-positive rate

Among the 129 selected KOIs, we identified 34.9+5.2% planets,
2.3 + 1.3% brown dwarfs, 37.1 +5.4% EBs, 11.6 + 3.0% CEBs,
and 14.0 + 3.2% unsolved cases, assuming a Poisson noise (see
Fig. 4).

The unsolved cases are neither EBs nor brown dwarfs, other-
wise a large RV variation would have been detected. They could
be either planets with a mass lower than what can be detected
with SOPHIE or a stellar or planetary companion eclipsing a
different star than the target one. In this case, if the flux ratio
between the target and the eclipse host is low enough, it is not
possible to detect its contribution on the spectra, either by de-
tecting its impact on the target line-profile shape (Santerne et al.
2015) or by detecting directly its line in the spectrum. This CEB
could be either bound or chance-aligned with the target star.
Following Santerne et al. (2012b), we assumed that the unsolved
cases are composed of planets and CEBs with the same ratio as
the observed one. This means that 75 + 11% of these unsolved
cases are assumed to be planets, and 25 + 6% are likely to be
faint CEBs.

We then find that the giant-planet candidates sample is
composed of 45.3 + 5.9% planets, 2.3 + 1.3% brown dwarfs,
37.2 + 5.4% EBs, and 15.1 + 3.4% CEBs. This distribution of
the nature of the giant-planet candidates is displayed in Fig. 4.
This gives a giant-planet false-positive rate of 54.6 + 6.5%.
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Depending on the nature of the unsolved cases, the false-positive
rate has a lower limit of 51.2 + 6.3% (if all unsolved cases are
planets) and an upper limit of 65.1 + 7.1% (if they are false
positives). This value does not account for the false positives
(about 50% of the total number of EGP transit detection) already
identified by the Kepler team.

If we repeat this analysis by dividing the sample in two, one
for candidates with periods of less than 25 days (i.e. an updated
value for the sample of Santerne et al. 2012b) and one for the
candidates with periods longer than 25 days, we find that the
false-positive rate is 53.4 + 8.5% and 56.4 + 10.1%, respectively.
The value for the short-period sample is higher than the one re-
ported in Santerne et al. (2012b) for two reasons: (1) new candi-
dates have been found on stars that were not observed by Kepler
in 2012; and (2) in this study we include the candidates that were
flagged with a poor vetting flag in Borucki et al. (2011b) and re-
jected from the Santerne et al. (2012b) sample.

The false-positive rate is, however, not uniform over orbital
periods. If we split the sample in three for candidates with pe-
riods of less than 10 days, between 10 and 85 days, and be-
tween 85 and 400 days (see Sect. 5 for the reasons of this sub-
sample selection), we find false-positive rates of 46.7 + 9.3%,
68.6 £ 12.9%, and 50.2 + 12.1% (respectively). The false-
positive rate is therefore the lowest for short-period candidates
and the highest for intermediate-period ones.

CEB

Planets
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4.2. Comparison with other false-positive rate estimates

The false-positive rate of the Kepler mission is a key element
that describes the reliability of the Kepler candidate catalogue
for statistical analyses. Together with the pipeline completeness
(Christiansen et al. 2013, 2015), this information is needed to
accurately assess the underlying occurrence of planets, down to
Earth-size planets in the habitable zone. The latter is the main
objective of the Kepler prime mission (Borucki et al. 2009;
Batalha 2014).

By modelling the expected distribution of planets and bina-
ries in the Kepler field of view, Morton & Johnson (2011) found
that the median false-positive probability among the Borucki
et al. (2011b) candidates was as low as 5%. This value was not
supported by spectroscopic observations of a sample of 44 gi-
ant candidates, which revealed a false-positive rate as high
as 34.8 + 6.5% (Santerne et al. 2012b), or by the narrow-band
GTC photometry of four small candidates in which two were
found to be false positives (Coldn et al. 2012).

Later on, Fressin et al. (2013) performed a new modelling of
the expected population of planets and EBs in the Kepler field

Redistributed

Fig.4. Pie charts showing the distribution by
nature of the giant-planet candidates: (/eff) the
observed distribution of the candidates; (right)
the underlying distribution of the candidates
under the assumption that the unsolved cases
are composed of 75% of planets and 25%
of contaminating eclipsing binaries (see text).
BD refers to brown dwarfs, EB to eclipsing
binaries, CEB to contaminating eclipsing bi-
naries, and the question mark to the unsolved

Planets

BD cases.

of view, based on the Batalha et al. (2013) candidate list. They
found a median value of 9.4% with a higher rate (29.3 + 3.1%
within 25 days) for the giant-planet candidates, which is com-
patible with the measurement of 34.8 + 6.5% (Santerne et al.
2012b). This median value was then revised by Santerne et al.
(2013a) from 9.4% to 11.3% by accounting for secondary-only
false positives.

Recently, Désert et al. (2015) have found a false-positive
rate as low as 1.3% (upper limit of 8.8% at 30-) based on the
Spitzer near-infrared photometry of 51 candidates. However, this
small set of candidates were selected to be representative of the
KOTI list from Borucki et al. (2011b) and not a well-defined sam-
ple. As pointed out by the authors, the extrapolation of the false-
positive rate from this small sample, which represents 1.1% only
of the planet candidates known today, to the entire sample of
candidates, should be done with caution. Among these 51 Spitzer
targets, 33 of them are orbiting in multiple systems that are
known to have a very low a priori probability of being false pos-
itives (Lissauer et al. 2012, 2014). The 18 remaining ones are
relatively small planets, and only two are EGPs'°.

Using high-resolution spectroscopy and RV, we find that
more than half of the giant-planet candidates are actually not
planets. This value is significantly higher than all the other val-
ues reported so far. This value is, however, difficult to compare
with the previous ones for two main reasons: (1) the list of can-
didates is different — we used the Q1-Q17 candidate list from
Coughlin et al. (2015), while most of the aforementioned studies
used the Q1-Q6 candidate list from Batalha et al. (2013), with
half as many candidates'' —and (2) the selection criteria are also
different. As an example, Fressin et al. (2013) selected as giant-
planet candidates all transit detections with an expected radius
between 6 and 22 Ry, while our selection criteria are based on
the observed transit depth (see Sect. 2). Therefore, we do not
compare the numbers directly, but qualitatively discuss the dif-
ferences and similarities found. Since the work of Fressin et al.
(2013) is the most up-to-date simulation of the entire catalogue
of candidates, we focus on the comparison between our obser-
vations and their results.

Fressin et al. (2013) predict a false-positive rate of 17.7 +
2.9% for all the giant planet candidates within 418 days'’.

10 These two EGPs are KOI-12 b and KOI-13 b. None of them is a false
positive.

1" Starting in 2014, the Kepler team decided to consider as a plane-
tary candidates objects with expected radius larger than 2R, to study
the transition from EGP to low-mass stars (Batalha, priv. comm.). This
substantially increased the number of EGP candidates and of false pos-
itives.

12 No giant-planet candidate has been found between 400 and 418 days.
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This value is significantly lower than our observational value.
However, Fressin et al. (2013) did not consider the possibility
that EBs mimics the transit of an EGP. The underlying reason
is that such false positives have a V-shaped transit (i.e. an im-
pact parameter b > 1) and can be easily rejected. Some grazing
planets, such as CoRoT-10 b (Bonomo et al. 2010) or KOI-614 b
(Almenara et al. 2015), also present the same V-shaped transit.
Since those V-shaped candidates actually are in the catalogues,
this scenario of false positive should be considered, as in Morton
(2012).

By not considering EBs as an important source of false pos-
itives, Fressin et al. (2013) overestimated the occurrence rate of
EGPs in the Kepler field of view. Since they used this occur-
rence rate of EGPs to estimate the number of planets transiting
a physical companion to the target star, they also overestimated
the abundance of this false-positive scenario. Since this scenario
is the main source of false positives in the Kepler list of candi-
dates (according to Fressin et al. 2013), it has an impact on all
the population of planets.

Not all the EBs we identified are members of the Kepler
EB catalogue (14% are missing — Kirk et al., in prep.) and
two (KOI-1271.01 and KOI-6132.01) members of this catalogue
were not confirmed by our data to be EBs. The completeness
of this catalogue, which is used to estimate the number of false
positives involving stellar systems, is thus lower than expected,
and the number of false positives composed of stellar systems is
underestimated in the Fressin et al. (2013) analysis.

As an illustration, Fressin et al. (2013) predict that among
all target stars observed by Kepler, there are 4.7 triple systems,
8.0 background EB, and about 24.5 planets transiting physi-
cal companion to the target star that mimic EGPs. By observ-
ing only 125 stars among the bright half of the candidates, we
found 15 candidates that we considered as CEBs. They are very
likely bound with the target stars (hence triple systems) because
they have a systemic RV similar to the target one'®. This number
of triple systems is three times more than the one predicted by
Fressin et al. (2013) for all the candidates. We therefore observe
roughly six times more triple systems than predicted'*. On the
other hand, we found no clear evidence of planets transiting a
physical companion to the target star. They might, however, be
among the unsolved cases. Therefore we observe a higher rate
of triple systems than false positives made of planets, which is
the opposite of what Fressin et al. (2013) predicted. The afore-
mentioned reasons might explain this discrepancy. We note that
only 66% of the EGP candidates were released in Batalha et al.
(2013), which might also explain this difference with Fressin
et al. (2013).

Using the method described in Morton (2012), Morton et al.
(in prep.) find a false-positive rate of 42% in the same sample of
EGPs. Among the 129 KOlIs, only six are false positives with a
low false-positive probability (<10%) according to their method.
Out of the six, five are actually low-mass stars and are therefore
undistinguishable from an EGP using photometry only.

4.3. Extrapolation towards smaller planet candidates

Even if our spectroscopic observations bring no constraints to
the large sample of small-planet candidates detected by Kepler,

13" As discussed in Bognar et al. (2015), this seems not to be the case of
KOI-3783.01.

14 This assumes that there is the same rate of triple systems mimicking
giant-planet candidates around targets brighter and fainter than K, =
14.7, and there are ~equal numbers of stars in these categories.
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we can use the EGPs as a reference to qualitatively extrapolate
the false-positive rate of small planets.

4.3.1. Undiluted-depth eclipsing binaries

The populations of small-planet candidates should be much less
contaminated by EBs. Grazing eclipses (by stars or the rare
brown dwarfs) can produce any transit depth, but their occur-
rence rate is expected to decrease for transit depths below 1%
(Santerne et al. 2013a). Therefore, this source of false positives
should completely disappear towards shallower candidates.

4.3.2. Diluted-depth eclipsing binaries and transiting planet

Shallower transits produce lower S/N events at a given stellar
magnitude, and the false-positive diagnoses are expected to be
less efficient for shallow transits; for instance, the duration of
the transit ingress and egress or the presence of a secondary
eclipse is poorly constrained if the primary transit S/N is low.
Therefore, false positives that mimic small planets are more dif-
ficult to screen out compared to the large ones.

In addition, the dilution ratio also affects the analysis. A
planet candidate transiting a star of magnitude m; with an ob-
served depth of ¢; can be mimicked by an eclipse of depth d. on
a contaminating star of magnitude m,, such as

5
me—me =2.5 logm(&—[)‘ 2)
C

Decreasing d; is achieved by decreasing ¢. and/or increasing m.:
i.e. fainter false-positive hosts and/or smaller companions. Those
fainter hosts could be either smaller or farther away stars that are,
in both cases, more common, as previously discussed by Brown
(2003).

4.3.3. The false-positive rate of small planets

By combining both of the effects discussed in Sect. 4.3.2, we
thus expected that the total number of false positives invok-
ing diluted-depth transits or eclipses increases towards smaller
candidates and that we would be less efficient to rule them
out. However, the false-positive rate is defined as the relative
fraction of false positives against bona fide planets amongst
the candidates. Thus, decreasing the transit depth of the candi-
dates corresponds to exploring smaller planet populations that
are more common according to planet-formation synthesis (e.g.
Mordasini et al. 2009b; Nayakshin 2015a) and the results from
radial velocity surveys (e.g. Howard et al. 2010; Mayor et al.
2016). Therefore, even if the absolute number of false positive
increases by decreasing the transit depths, the relative value (i.e
the false-positive rate) might not necessarily increase.

We discussed previously that the absolute number of false
positives is expected to increase towards smaller planet candi-
dates. As pointed out by Latham et al. (2011) and Lissauer et al.
(2011), however, about one third of the candidates smaller than
Jupiter are found in multiple systems, in agreement with the first
results of RV surveys (e.g. Bouchy et al. 2009b; Mayor et al.
2016). Furthermore, those multiple candidates have a very low
a priori probability of being false positives (Lissauer et al. 2012,
2014). Therefore, our predicted increase in false positives to-
wards small planet candidates should be mostly concentrated on
the candidates that are not in multiple systems. Any physical in-
terpretation of the nature of these small-and-single, unconfirmed
candidates might thus lead to wrong conclusions.
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Fig. 5. Cumulative distribution functions (CDF) of the effective tem-
perature (fop panel) and the iron abundance (bottom panel) for all the
Kepler targets (solid and thick line), the secured EGPs in our sample
(solid line), and the false positives identified by our spectroscopic sur-
veys (dashed line). The stellar parameters are from Huber et al. (2014).

4.4. Comparison between giant-planet and false-positive
host properties

Several studies have tried to infer some planet—star property cor-
relation, such as with the effective temperature of the host star
(e.g. Howard et al. 2012) or its metallicity (e.g. Buchhave et al.
2014; Wang & Fischer 2015), since they provide direct tests of
planet-formation theories. However, if the false positives are not
accounted for and have a different host parameter distribution,
they might alter the underlying correlation. To test this, we dis-
play in Fig. 5 the cumulative distributions of the effective tem-
perature and iron abundance of the planets and false positive
hosts, as well as all the Kepler targets observed during Q1-Q16.
As planets we only considered here the 45 that have been well
established in our sample. The stellar parameters are from Huber
et al. (2014).

We find that most stars hotter than 6500 K host false posi-
tives and very few host EGPs. This might be an observational
bias since planets around hot, fast-rotating, and active stars are
more difficult to find and characterise than those around Sun-like
stars. We also find relatively few EGPs orbiting stars cooler than
the Sun and that the giant planets tend to orbit metal-rich stars,
which confirms the RV results (e.g. Sousa et al. 2011, see also
Sect. 6.3).

We computed the Anderson-Darling (AD) test'> between
the distributions of the giant-planet and the false-positive hosts

15 The Anderson-Darling test is recommended by Hou et al. (2009) to
estimate the probability that two random variables are drawn from the
same underlying distribution. It is more sensitive to the differences in
the wings of the distribution, whereas the Kolmogorov—Smirnov (KS)
test is mostly sensitive to its median. Both tests are non-parametric and
distribution free. The AD test is more computationally expensive than
the KS test.

with the Kepler targets and candidates host (p-values listed in
Table B.5). We find that the distributions of stellar effective tem-
perature and iron abundance between the target stars and candi-
date hosts (all KOIs) are different'®. This is also the case between
the giant-planet hosts and both the target stars and the candidate
hosts. However, the distributions of [Fe/H] and T are not sig-
nificantly different between the false-positive hosts and the target
stars. Those results are expected since the fraction of binaries is
relatively constant in the regime of stars that we are the most
sensitive to (Teg between 5000 K and 6500 K and [Fe/H] be-
tween —0.4 dex and 0.4 dex; Raghavan et al. 2010).

By comparing the distributions of stellar properties for dif-
ferent samples of stars hosting either EGPs, false positives, can-
didates, or just field stars, we show that the presence of false
positives has two main implications. First, the determination of
the occurrence rate of EGPs as a function of the stellar properties
based on the candidates list cannot be correct with ~55% false
positives. Then, one may overestimate the occurrence of small
planets orbiting metal-rich stars, if a significant percentage of
the false positives are made of EGPs transiting stellar compan-
ions to the target star (as claimed by Fressin et al. 2013). On the
other hand, if small planets are mostly mimicked by EBs, their
metallicity distribution might not be significantly different than
the field stars. Therefore, determining the planet occurrence rate
as a function of the stellar host properties, without screening out
the false positives, should be done with caution, because it might
lead to incorrect results.

5. Giant-planet occurrence rates

In this section, we analyse the secured and likely EGPs in our
sample. The first information we can derive from this cleaned
sample is the occurrence rate of EGPs.

5.1. The occurrence rate of giant planets within 400 days

To measure the occurrence rate of planets, we need to determine:
(1) a reference stellar sample; (2) the number of transiting plan-
ets in this reference stellar sample; and (3) the various correc-
tions that should be applied, such as the number of non-transiting
planets and the planets missed by incompleteness of the pipeline.
We discuss these points below.

5.1.1. The stellar reference sample

The Kepler prime mission focused on solar-like stars (Huber
et al. 2014), so we defined our stellar reference sample to match
the properties of such stars. Our transit-candidate selection is bi-
ased towards dwarf hosts and is quite insensitive to sub-giant
and giant hosts around which Jovian planets have transit depth
shallower than 0.4%. Thus, we need to determine how many
FGK dwarfs Kepler observed.

In previous works that attempt to measure the occurrence
rates of planets (e.g. Howard et al. 2012; Petigura et al. 2013),
the observed atmospheric parameters (7., logg) were used to
select solar-like dwarfs, to fit the historical Morgan-Keenan clas-
sification of stars (Morgan & Keenan 1973). Using these selec-
tion criteria, it is however difficult to make the distinction be-
tween main-sequence and sub-giant stars in the regime of early
G- and F-type stars. For example, a star with T = 5000 K and

16 We consider all p-values below 1% as significantly different.
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Fig. 6. Stellar mass-radius diagramme of the targets observed by Kepler
during the quarters Q1-Q16 (black dots), the candidate hosts (white cir-
cles), and the bright giant-planet hosts (red circles). The data are from
Huber et al. (2014) except for the giant-planet hosts, which are taken
from Table B.7. The size of the mark for the two latter samples corre-
sponds to the Kepler magnitude. The grey region displays the selected
dwarfs. One secured EGP transits a star bigger than 2.5 R, (KOI-680)
and is not represented here.

logg = 4.1 cms™? (at solar metallicity) is a sub-giant, while an-
other star with the same surface gravity but with a T of 6500 K
is still in the main sequence. Because of their large radius, plan-
ets transiting sub-giants and giant stars are more difficult to de-
tect. Thus, a stellar reference sample composed by a substan-
tial number of evolved stars might lead to underestimating the
planet occurrence rates (unless this effect is taken into account).
This problem does not occur for late G-, K-, and M-type stars
because their lifetime in the mainn sequence is longer than the
age of the universe. Since both the 7.4 and log g vary during the
evolution of stars in the main sequence and beyond, they are not
the best parameters for selecting a stellar reference sample.

To determine our stellar reference sample, we chose the stel-
lar mass and radius as selection parameters. The mass of stars
does not change significantly during their evolution, except at
very late stages. The mass is also the fundamental parameter
used in planet-formation synthesis (e.g. Mordasini et al. 2009a),
since it is expected to scale with the mass of the disk for the
mass range considered here (Andrews et al. 2013). During the
main sequence and sub-giant phases, the stellar radius increases
in a strictly monotonic way. These reasons make the stellar mass
and radius better parameters for selecting a stellar sample only
composed of main-sequence stars. This requires defining the ra-
dius of stars at the end of their main-sequence life.

We used the latest version of the STAREVOL stellar evolu-
tion code (Charbonnel & Palacios 2004; Lagarde et al. 2012,
Amard et al., in prep.), with the solar composition following
Asplund et al. (2009). The metallicity is fixed to a solar value
(Z = 0.0134) and the mixing length parameter calibrated to a so-
lar model taken as appt = 1.702. We determined the end of the
main sequence as when the hydrogen abundance in the core is
X(H ) < 1077. The main parameters of solar-type stars at the end
of the main sequence are listed in Table B.6. We adopted the stel-
lar radius listed in this table as the maximum value for selecting
dwarf stars. Figure 6 displays all the Kepler targets, candidate
host, and the bright giant-planet hosts in the M, — R, space. The
adopted maximum radius for the dwarf stars is also represented.

During the Kepler prime mission, a relatively small frac-
tion of dwarf stars were observed with M, < 0.7 Mg (10.0%)
and M, > 14 M, (3.9%). By selecting only the dwarfs that
have a magnitude K, < 14.7, only 6.2% of them are smaller
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than 0.7 Mg, and 9.1% are more massive than 1.4 M. By se-
lecting the bright dwarfs in the range 0.7-1.4 M, which corre-
sponds to a spectral type F5-K5 (Cox 2000), we selected 84.8%
of the observed bright dwarfs. Because a relatively small num-
ber of bright low-mass or massive dwarfs have been observed
by Kepler, measuring the occurrence rate of EGPs around those
stars will be strongly limited by the small size of the sample.

To determine our stellar reference sample, we selected the
Kepler targets that have a magnitude K, < 14.7, a mass in the
range M, € [0.7;1.4] Mg, and a radius smaller than the ones
listed in Table B.6. We used the stellar parameters of Huber et al.
(2014) and found a total number of bright, solar-type dwarfs ob-
served by Kepler of 58831. In spite of the large uncertainties on
the stellar masses (~20%) and radii (~40%) in the Huber et al.
catalogue, the total number of dwarfs is expected to be statisti-
cally accurate.

If we select the stellar reference sample based on Tey €
[4410;6650] K and logg € [4.0;4.9] cm s72, we find a number of
59873 bright dwarfs observed by Kepler'’. Thus, selecting the
stellar reference sample based on T.s and log g or stellar mass
and radius does not change our results significantly.

5.1.2. Sample of transiting planets

Once the reference sample has been well defined, we need to
determine how many EGPs in total are transiting those stars. In
our giant-planet candidate sample, there are 45 secured transit-
ing planets and 18 candidates that could be either planets or false
positives. Since we expected the majority of the latter to be plan-
ets, we consider them as “likely planets”. We report in Table B.7
the transit, planet, and stellar parameters of these 63 objects from
the literature values. When planets have been analysed in differ-
ent papers, we kept the most updated or complete analysis of
the systems as adopted values. Similarly, we adopted the stel-
lar parameters fromTorres et al. (2012) or Santos et al. (2013),
for example, when available, because those studies used higher-
S/N data than in the discovery papers, leading to more reliable
results. By default, when no detailed analysis of the photometric
or spectroscopic data had been reported, we used the transit and
planet parameters provided in NASA exoplanet archive'® and
the stellar parameters from Huber et al. (2014). The parameters
in Table B.7 are thus heterogeneous.

5.1.3. Survey corrections

We identified six corrections that have to be accounted for to
derive the occurrence rates of EGPs within 400 days based on
our data. We call them CT, CF, Ct, C5, CP, and C€. We describe
and discuss them below.

— CT: correction for the geometric transit probability (the up-
per script T refers to transit probability). Following Howard
et al. (2012), for each planet transiting a star of radius R,
with a semi-major axis a, there are a/R, times more planets
(both transiting and non-transiting). Therefore, we defined
the correction for the transit probability as CT = a/R,. This
parameter is directly measured on the light curve and does
not rely on the stellar parameters.

— CR: correction for the probability that the planet host be-
longs to the stellar reference sample or not (the upper script
R refers to the reference sample). To estimate this correction,

17 This corresponds to F5-K5 dwarfs according to Cox (2000).
'8 http://exoplanetarchive.ipac.caltech.edu
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we bootstrapped the planet-host mass and radius 1000 times
within their uncertainty, assuming they follow a Gaussian
distribution. Then, we applied our reference sample criteria,
defined in Sect. 5.1.1, and determined C® as the number of
hosts that satisfy the reference sample cirteria. The values of
CR range from 0% for evolved stars like KOI-680 (Almenara
et al. 2015) to 100% for well-characterised solar-like dwarfs
like KOI-1 (aka TrES-2; Huber et al. 2014).

— CL: correction for the likelihood of the object to be a planet
or not. (The upper script L refers to planet likelihood.) The
majority of the EGPs considered here have been established
well using various techniques (C* = 1). For the candi-
dates for which we detected no significant RV variation,
we failed in ruling out all false-positive scenarios, as al-
ready discussed in Sects. 3.3.3 and 4. However, we esti-
mated in Sect. 4 that about 75% of them should be planets, so
Ct=0.75.

— C3: correction to the selection criteria used to define the tran-
siting EGP sample (the upper script S refers to the selec-
tion criteria). Depending on the stellar and planetary radii,
the transit depth of EGPs might be lower than 0.4% or
higher than 3%. These selection criteria were defined to in-
clude the majority of planets, but a few might have been
missed, mostly grazing planets. To estimate this correction,
we simulated 10° mock planetary systems. The stellar mass
and radius were chosen uniformly within our definition of
solar-type dwarfs (see Sect. 5.1.1)'°. The orbital inclina-
tion was drawn from a sine distribution, which corresponds
to a uniform distribution of both the inclination and longi-
tude of ascending node. The period was fixed to ten days,
which is close to the median of the giant-planet periods, and
we considered circular orbits. Then, we assumed a radius
distribution of EGPs that corresponds to the observed one
(based on EGP radius listed in the NASA exoplanet archive).
This radius distribution is an asymmetric Gaussian such as
R, = 1.19703} Rq.. We used the JKTEBOP code (Southworth
2008), assuming the limb darkening coefficients from Claret
& Bloemen (2011) to simulate the transit light curve and de-
termine the transit depth. Finally, CS is defined as the per-
centage of planets with transit depth in the range [0.4%; 3%]
over the total number of transiting planets. We determined
this correction per bin on stellar mass that we displayed in
Fig. 7. The mean value of CS over all stellar masses is 77%,
with values ranging from 37% for the lowest mass stars in
our reference sample to 91% for Sun-like stars.

- CP: correction to the non-uniform distribution dwarf stars
(the upper script D refers to dwarf distribution). We
have more chances a priori of finding a transiting planet
among the most abundant population of stars (i.e. stars with
mass in the range 1-1.1 My). However, the distribution of
giant-planet hosts might be (and actually is) different. To
completely account for this effect, we would need to explore
all the stellar parameters (at least the mass and [Fe/H]) si-
multaneously, but we do not have a stellar reference sample
large enough for that. For a first-order correction, we only
considered the distribution of stellar masses. We defined C?
as the normalised distribution of dwarf masses in the stel-
lar reference sample. This distribution is displayed in Fig. 7,
where the values of C” range from 0.25 to 2.14.

19 While the maximum stellar radius is defined based on the evolution
tracks (see Table B.6), we determined the minimum stellar radius as the
lower envelope of the Kepler targets.
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Fig. 7. Correction factors to compensate for the candidates selection (CS
— upper panel) and the non-unformity distribution of the dwarfs stars
(CP — lower panel).

— CC: correction to account for the detection pipeline com-
pleteness, i.e. the number of transiting planets missed by the
detection pipeline. (The upper script C refers to the com-
pleteness.) This has been thoroughly studied in Christiansen
et al. (2013, 2015). In particular, they find that the detec-
tion efficiency of EGPs transiting bright, solar-type dwarfs
is better than 95% over orbital periods up to 400 days
(Christiansen et al., priv. comm.) based on the Q1-Q17 data.
Therefore, we assigned a value of C¢ =0.95 for all EGPs in
our sample.

The values of the all correction factors, except for C¢ which is
constant, are provided in Table B.8.

5.1.4. The occurrence rates and their uncertainties

The occurrence rate is defined as the ratio between the number of
transiting planets, n,, corrected by the six aforementioned effects
over the total number of dwarfs in the reference sample, N, :

0=

1 & CT CR et
> 3)

N, & ¢ eP ce
=1 i i i
The main uncertainty is based on the fact that we are dealing
with relatively small number statistics. This occurrence rate is
only based on 63 transiting planets (secured and likely). Thus,
we consider that our uncertainty is dominated by a Poisson noise
that scales with the number of detected transiting planets (7,),
and we define the occurrence rate uncertainty, oo, as

oo =0 Y™ “

ny
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Occurrence rates of giant planets
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Fig. 8. Occurrence rates of giant planets as a function of the orbital period. The horizontal bars indicate the range of periods used in a given bin.

Applying the last two equations in the entire sample, we find that
the occurrence rate of EGPs within 400 days is 4.6 + 0.6%.

We computed the occurrence rates in different bins of orbital
periods, as in Fressin et al. (2013). Tables B.6—-B.8 provide all
the values needed to derive the occurrence rates of EGPs in dif-
ferent ranges of orbital periods. Our derived values are displayed
in Fig. 8 and listed in Table B.9. This shows that the overall oc-
currence rate of EGPs increases towards longer orbital periods.
However, this increase is not monotonic. We can clearly see the
pile-up of hot Jupiters at about five days followed by a sharp de-
crease in the occurrence rate for planets with orbital periods in
the range of 10-17 days. The occurrence rate in this period range
is one order of magnitude lower than the one at 5 days. Then, the
occurrence rate increases up to about 85 days before reaching a
plateau up to 400 days.

These variations in the occurrence rate highlight the underly-
ing populations of hot Jupiters, period-valley giants, and temper-
ate giants that were already pointed out by RV surveys more than
adecade ago by Udry et al. (2003), among others. These popula-
tions of giant planets, especially the pile-up of hot Jupiters, were
however not confirmed by previous analyses of the Kepler de-
tections (Howard et al. 2012; Fressin et al. 2013). The reason for
that is the presence of false positives that have a different period
distribution and dilute the underlying distribution of planets.

5.2. Comparison with other yields

‘We now compare our results with the two major estimates of the
giant-planet occurrence rates: the one of Fressin et al. (2013) that
is also based on Kepler photometry (using only the Q1-Q6 re-
sults), and the one of Mayor et al. (2016) that is based on HARPS
and CORALIE RV. All analyses were performed on similar stel-
lar populations (FGK dwarfs) located in different regions: a few
hundred parsec above the galactic plane for the Kepler field of
view (FOV) and in the solar neighbourhood for HARPS and
CORALIE. However, the selection of the EGPs is slightly dif-
ferent between the analyses: while we selected EGPs based on
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their deep transit, Fressin et al. (2013) selected all planets with
an expected radius in the range 6-22 R, and Mayor et al. (2016)
considered the limit for the runaway accretion of 50 Mg to se-
lect EGPs. These differences in the definition of what is an EGP
is clearly a limitation for this comparison, so it should be inter-
preted with caution.

To compare our results with the ones of Mayor et al. (2016),
we re-computed the occurrence rates of EGPs in their period
ranges and masses above 50 Mg. We used their detection limits
to correct for the missing planets and derive the occurrence rates.
We assumed an uncertainty that follows a Poisson noise on the
number of detected planets, as in Eq. (4). Our determination of
the Mayor et al. (2016) occurrence rates for the different ranges
of periods is reported in Table B.9. We also report the values
from Fressin et al. (2013) there. In this table, we report both the
values in each bin of periods and the cumulative values.

We find no significant difference (within less than 107) be-
tween our estimation of the EGP occurrence rates and the one
using the Mayor et al. data in all the bins. The values of the
occurrence rate integrated within 400 days are also compatible
between the three analyses.

To compare the results between the three studies further, we
computed the occurrence rates for each population of EGPs: the
hot Jupiters with orbital periods of less than ten days, the period-
valley giants with orbital periods between 10 and 85 days, and
finally the temperate giants with orbital periods between 85
and 400 days. We also compared the values found in the liter-
ature for the occurrence rate of hot Jupiters. All these values are
listed in Table B.9 and plotted in Fig. 9.

The four occurrence rates of hot Jupiters based on the Kepler
data (i.e. Howard et al. 2012; Santerne et al. 2012b; Fressin
et al. 2013, and this work) are fully compatible, in spite of dif-
ferences in the candidate or planet selections, and in the stellar
reference sample. The reported values are in the range 0.4-0.5%
for FGK dwarfs. However, this value seems to be systematically
different from the values measured independently by RV in the
California Planet Survey (Wright et al. 2012) and the Swiss-led
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hot jupiters (1 < P [d] < 10)

25 period-valley giants (10 < P [d] < 85)

45 temperate giants (85 < P [d] < 400)
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Fig. 9. Comparison of the occurrence rates of the three populations of giant planets. The black marks represent values based on RV surveys and

the white ones are from photometric surveys.

planet survey (Mayor et al. 2016). The latter values are also fully
compatible with the estimates from the CoRoT space mission,
in both galactic directions (towards the centre and anti-centre
of the galaxy, Santerne 2012; Moutou et al. 2013b). In spite of
their large uncertainties, these four estimates reported an occur-
rence rate of ~1%, hence about twice more hot Jupiters than in
the Kepler field (see Fig. 9). Bayliss & Sackett (2011) report a
hot-Jupiter occurrence rate as low as 0.107¢; % from the ground-
based SuperLupus survey. This is, however, based on very small
statistics, since only one hot Jupiter has been established in this
survey with two other candidates. Therefore, this result is diffi-
cult to interpret and to compare with other transit surveys, which
detected several tens of planets.

This difference, if real, might be explained by various ef-
fects. First, it might be an overestimation of the Kepler pipeline
completeness. This is quite unlikely since hot Jupiters present
high-S/N transits so are easily detected. Even though they would
have been missed by the Kepler detection pipeline, they would
have been found by the Planet Hunters community (Fischer et al.
2012). Then, it might be an overestimation of the numbers of
dwarfs in the reference sample. If the log g of the Kepler targets
are systematically overestimated, there would be a large num-
ber of giant and subgiant stars in our reference sample. As dis-
cussed in Sect. 3.2.2, we have no evidence for this systematic
bias in the log g. Finally, the discrepancy with RV results could
come from an overestimation of the hot Jupiter population in
RV surveys, due to the minimum mass parameter rather than the
true mass. Some low-mass stars with low inclination (as in Diaz
et al. 2012; Wright et al. 2013) could contaminate the sample.
This is, however, quite unlikely since they would produce line-
profile variations (Santerne et al. 2015) that were monitored by
Mayor et al. (2016). If this difference between the occurrence
rates of hot Jupiters found by Kepler and other instruments is
real, it should have a physical origin. The metallicity of the host
star is well known for driving the formation rate of EGPs (e.g.
Santos et al. 2001). Therefore, if the different stellar populations
probed by these surveys have significantly different metallicities,
it should have an impact on the number of EGPs found. The me-
dian metallicity of dwarfs in the solar neighbourhood has been

found to be of about —0.08 dex (Sousa et al. 2008) and ~0 dex
for both CoRoT pointing directions (Gazzano et al. 2010; Cortés
et al. 2015). The median metallicity of the Kepler dwarfs in our
reference sample is —0.18 dex using the values from Huber et al.
(2014) or —0.03 dex from LAMOST (Dong et al. 2014). The dif-
ference in metallicity is about 0.15-0.2 dex between the Kepler
dwarfs (using the metallicities from Huber et al. 2014), and the
ones from the solar neighbourhood and the CoRoT fields could
well explain a factor of two in the occurrence rates of EGPs, as
predicted by Fischer & Valenti (2005), among others.

Recently, Wang et al. (2015) have suggested that the dif-
ference of hot Jupiters between the solar neighbourhood and
the Kepler FOV might be explained by the difference in stel-
lar multiplicity rate, hence affecting their formation rate. To test
that, we can use the percentage of detached EBs as a proxy
of the stellar multiplicity rate. Using the results of Raghavan
et al. (2010), Santerne et al. (2013a) estimated a fraction of
EBs with transit depth deeper than 3% in the solar neighbour-
hood to be 0.53 + 0.14%. In the Kepler FOV, it has been esti-
mated to be 0.79 + 0.02% using the second version of the Kepler
EB catalogue (Slawson et al. 2011). In the CoRoT fields, the
value is 0.94 + 0.02% (Deleuil et al., in prep.). Therefore, if
the stellar multiplicity rate was the reason for the difference in
the occurrence rate of hot Jupiters, there should be even fewer
of those planets in the CoRoT fields, which seems excluded. If
the multiplicity affects the formation rate of EGPs, it is probably
a second-order effect compared with the stellar metallicity.

The occurrence rates of period-valley giants also show about
a factor of two between our value and the ones of Mayor et al.
(2016) and Fressin et al. (2013). With only one independent es-
timation of the occurrence rate outside the Kepler FOV, this dif-
ference might be only the results of small number statistics and
thus is not significant.

In the population of the temperate EGPs, the three values are
fully compatible. The occurrence rate in the Kepler FOV is not
lower by a factor of two compared with the solar neighbourhood.
However, this population of transiting planets is the most diffi-
cult one to establish by RV, since the expected amplitudes are
lower than for shorter period planets. As a result, only half of
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Fig. 10. Hatzes & Rauer (2016) dia-
gram of exoplanets, showing the bulk
density as function of their mass. The
open circles are the giant planets de-
fined in our sample and the dots are
other planets. We kept as planets only
those with a density characterised at a
level better than lo. The arrows rep-
resent the candidates in our sample
for which it was only possible to de-
rive an upper limit on their mass (see
Table B.4). The vertical bars attached
to the arrow are the uncertainties on
the densities imposed by the uncertain-
ties on the radii. The dashed line repre-
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the Kepler objects used to compute the occurrence rate in this
period range are well established?’.

5.3. Occurrence rate of brown dwarfs in the brown-dwarf
desert

We identified three transiting candidates that have a mass in
the brown dwarf regime. These objects have orbital periods of
less than 400 days and thus are rare members of the so-called
brown-dwarf desert (Armitage & Bonnell 2002). The orbital
periods probed by Kepler and our observations correspond to
the “driest region” of this desert (Ma & Ge 2014; Ranc et al.
2015). In spite of their very low number, we can derive a first
measurement of their occurrence rate. We followed the same
procedure as for EGPs, with the same stellar reference sample
(see Sect. 5.1.1). We list the adopted parameters of these brown
dwarfs in Table B.10 and in Table B.11 their occurrence correc-
tion factors, similar to the ones described in Sect. 5.1.3. We de-
rived an overall occurrence rate of brown dwarfs within 400 days
of orbital period to be as low as 0.29 + 0.17%?'. Therefore
brown dwarfs are about 15 times less common than EGPs in
the considered range of periods.

This value is fully compatible with the one derived by
Csizmadia et al. (2015) based on the CoRoT data. The brown
dwarfs detected by CoRoT, however, have orbital periods shorter
than ten days, while in our sample, they have periods between 10
and 170 days. This difference is most likely due to small number
statistics.

6. The physical properties of giant planets
and their hosts

In this section we analyse the physical properties of the 63 EGPs
(secured and likely) in more detail in our sample and discuss
them in the context of the other planets characterised so far, us-
ing the physical properties listed in Table B.7.

20 For comparison, more than 80% of the objects are secured in the
population of hot Jupiters.

2l Since no brown dwarfs were found with orbital period longer
than 200 days, the same value could be found for brown dwarfs
within 200 days of orbital period
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sents the empirical lower envelope den-
sity for giant and low-mass planets (see
Eq. (5)).

10?

6.1. Mass and density of giant planets

Our spectroscopic survey of Kepler giant-planet candidates pro-
vides mass constraints for 40 giant exoplanets (15 well char-
acterised and 25 upper limits). The 23 remaining planets were
characterised by other means (e.g. other spectroscopic facilities
or TTVs analysis) published in the literature. Combined with
the radius measured by Kepler, this allows us to derive the bulk
density of these exoplanets. We display their bulk density as a
function of their mass in Fig. 10, as in Hatzes & Rauer (2016).

As expected, the large majority of the EGPs in our sample
follow the same trend as pointed out in Hatzes & Rauer (2016):
the bulk density of EGPs strongly correlate with their mass. This
is a direct consequence of the fact that the radius of EGPs and
brown dwarfs is nearly constant (within ~30%) over two decades
in mass, provided they are mostly made of hydrogen and helium
(Guillot 2005).

However, three objects that we considered as EGPs in our
sample are clearly outliers in this diagram. We annotate their
name in Fig. 10. First, there is the case of KOI-410.01 which has
aradius (according to Rowe & Thompson 2015) of 4.9 Ry, for
a mass upper limit of 3.4 Mq_ (Bouchy et al. 2011). This gives
this candidate an extremely low density of less than 0.02 gcm™.
Therefore, KOI-410.01 is either a unique case of extreme in-
flation for a hot Jupiter, or most likely it is not a planet but a
CEB. Kepler-63 b (Sanchis-Ojeda et al. 2013) and KOI-221.01
(this work) are well above the giant-planet branch. These two ob-
jects are most likely low-mass planets contaminating our giant-
planet sample. These three outliers with no mass determination
are probably not EGPs and will not be considered in the rest of
the discussion.

Using all the planets that have so far been characterised well,
we find an empirical lower envelope from the density-mass dia-
gram of planets (see Fig. 10). This lower envelope has the func-
tional form of

2

s 0.04)
Plower [P'L,.] = [ﬁ] + (M_gS) s

with M, the planet mass expressed in Mo_. This form was de-
fined using all exoplanets with a mass constrained at better
than 1o. Considering only those constrained at better than 30
does not change the form of this lower envelope.

Assuming this lower density envelope for exoplanets, we
find that Kepler-63 b and KOI-221.01 have lower limits in mass

(&)
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0f 0.035 Mo, (11 Mg) and 0.019 M+, (6.2 My), respectively. For
a given mass, we expect to find objects close to this limit that
have the largest amount of hydrogen and helium (i.e. lowest frac-
tion of heavy elements), highest irradiation level, and youngest
age of the sample (see Guillot 2005). Evaporation also plays a
role and could explain the functional form of Eq. (10), at least in
the low-mass domain (see Lopez et al. 2012; Owen & Wu 2013).

Applying the same lower density envelope to all the EGPs
in our sample for which we only have a upper-limit constraint,
we can estimate their minimum mass and thus their minimum
RV amplitude. This can be used then to determine the precision
needed by future follow-up observations to characterise these
objects. We list in Table B.12 the minimum mass we find for
these candidates and planets along with their minimum RV am-
plitude assuming a circular orbit.

Finally, from the population of giant and low-mass planets in
this M — p diagram, five objects do not seem to follow the global
trend: Kepler-51 b, ¢, d (Masuda 2014), Kepler-79 d (Jontof-
Hutter et al. 2014), and Kepler-87 ¢ (Ofir et al. 2014). These
planets are very low-mass low-density planets. No modelling of
their internal structure has been reported in the literature so far.
We believe that determining the internal structure of such low-
density planets might be challenging for current models, but this
would allow us to better understand the nature of these particu-
lar objects. We note, however, that these five planets have been
characterised thanks to TTV analyses, which might be biased
in the presence of an unseen (i.e. non-transiting) companion or
in the presence of stellar activity (Oshagh et al. 2013; Barros
et al. 2013). Some cases of TTV-mass determination were re-
vealed to be systematically lower than RV mass determination
as pointed out by Weiss & Marcy (2014). To date, very few ob-
jects have been characterised independently by both techniques
(Weiss et al. 2013; Barros et al. 2014; Bruno et al. 2015). A RV
follow-up of these very low-mass low-density planets might re-
veal a completely different nature for these objects.

6.2. Radius vs. irradiation

The radii of EGPs largely depends on the irradiation level that
they receive, which regulates the rate at which they cool down
and contract (Guillot et al. 1996). This is controlled both by their
atmosphere and interior radiative zone, with a higher irradia-
tion implying a warmer atmosphere and a slower contraction.
However, some EGPs, like KOI-680 (Almenara et al. 2015), ex-
hibit a radius that cannot be explained by conventional models,
up to about 2 R, . The reason for this inflation of EGPs is not yet
completely understood. Different physical processes have been
proposed, such as mechanisms driven by stellar flux heating,
tidal heating, or Ohmic dissipation (see Baraffe et al. 2014, for
a review). To identify the inflation mechanism, but also to fur-
ther understand how the atmosphere controls the contraction, we
need to characterise EGPs over a wide range of physical proper-
ties. By exploring a sample of giant transiting exoplanets up to
orbital periods of 400 days, we probed planets receiving a wide
range of stellar insolation flux. This insolation flux is defined as

Ser =0wa > T Ry, (6)

with oy, = 5.6704 x 107 the Stefan—Boltzmann constant, a the
semi-major axis of the planet, and 7 and R,, the effective tem-
perature and radius of the host star.

We display in Fig. 11 the measured radius of EGPs from our
sample as a function of the stellar insolation flux they received.
In this figure, we make the distinction between the secured and
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Fig. 11. Top panel: radius of giant planets as a function of their stellar
insolation flux S¢g. The open circles indicate the secured planets, the
Epen squares the likely ones, and the dots the non-Kepler objects. The
solid line represent the best model of Eq. (7) and the grey regions rep-
resent the 1, 2, 30~ (from dark to light grey) confidence interval for this
best model, as described by the covariance matrix provided in Eq. (8).
Bottom panel: normalised cumulative distribution (CDF) of the radius
of giant planets listed in Table B.7 for objects receiving more (dashed
thick line) or less (solid thick line) insolation flux than 10® ergcm™2 s,
The prediction from Mordasini et al. (2012b) is shown for comparison
(age of 5 Gyr — solid thin line). This prediction is for planet with or-
bit >0.1 au, which correspond to 1.4 x 10® ergcm™s7! for a Sun-like
star.

likely exoplanets and show the other EGPs>? detected and char-
acterised by ground-based observatories such as Super-WASP
(Pollacco et al. 2006) and HAT (Bakos et al. 2004), and from the
CoRoT space telescope (Baglin et al. 2006).

First, we can see that thanks to ~4.5 years of observation,
Kepler was able to explore EGPs that receive about 100 times
less flux from their stars than the ones found by ground-based
observatories, hence paving the way between hot Jupiters and
the solar system giants. The least irradiated object in our sam-
ple is KOI-1411.01 (likely a planet) with an insolation of
Ser = 6.8 x 10° ergem™2s~!. This is only 13 times more
than received by Jupiter. Among the non-Kepler detections, only
CoRoT-9 b (Deeg et al. 2010) is an EGP with an insolation be-
low 107 ergem™2 57!

Then, as already pointed out by Demory & Seager (2011),
there is a clear lack of inflated EGPs receiving a moderate ir-
radiation (see Fig. 11). Only KOI-3681.01 shows a radius of
about 2 Ry, for an insolation of ~107 ergem™ s, but it does
have a large uncertainty. However, our preliminary results show
that the stellar host is not a F-IV star as reported by Huber et al.
(2014) but a dwarf with a radius of about half the value re-
ported in Table B.7. Thus this planet is much smaller and less

22 We selected as EGPs all objects listed in NASA exoplanet archive
with a radius larger than 0.3 Rq .
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irradiated than it appears here. All planets with an insolation of
Se < 108 erg cm~2 57! have a radius smaller than ~1.2 R, (see
Fig. 11). A few objects show a radius of ~0.5 Ry for an inso-
lation of S ~ 10® ergcm™2s~!, but they likely have a different
composition than H-He gas giants.

In Fig. 11 (lower panel), we display the cumulative his-
tograms of the EGP radius (both likely and secured planets) for
the ones receiving more or less insolation than 10% ergcm=2 57!
The Anderson-Darling test gives a p value at the level of 2x 1074,
which shows they have the same distribution. This clearly shows
that the atmosphere of EGPs receiving a high insolation are dom-
inated by different physical processes than the low-insolation
ones.

Fitting all the planets displayed in Fig. 11, we find that the
distribution of EGP radius might be modelled as a function of
the insolation flux with the following relation:

Rp =as X (Seff)hs + Cs, (7)

with a, = 1.895 x 107, by = 0.371, ¢ = 0.772, and the fol-

lowing covariance matrix, derived by bootstrapping the plan-

ets 10° times>*:

3.59% 1078 —5.46x107° —6.31 x 107°
cov(as, bs, cs) = || =5.46x107° 1.08 x 107> 1.14x 1073
—-631x107° 1.14x 1073 1.67x1073

(8)

This shows that EGPs in the Kepler field with moderate and
low irradiation (S.¢ < 108 erg cm~2s7!) tend to have a radius
of ¢g = 0.77 £ 0.04 Ry, . This value is lower than the one pre-
dicted by Mordasini et al. (2012b) of ~1 Rq_. By computing the
Anderson-Darling test between the two distributions®*, we find a
p-value that they are similar at the level of 5 x 1073, This means
the two distributions are significantly different. The main differ-
ence resides in the fact that Mordasini et al. (2012b) predicted a
pile-up of EGPs at about 1 R, , while the observed distribution is
nearly uniform between 0.6 Ry, and 1.2 Rq_. However, he radius
uncertainty is relatively high and might explain this discrepancy.
One might argue that our selection criteria might have bi-
ased this value, but given the absence of inflated planets in
the regime of moderate irradiation, we might only have missed
EGPs with transit depths shallower than 0.4%. If they exist, they
would be even smaller than our selected ones, hence increasing
the discrepancy. The choice of the functional form might also
bias this value. Computing the median radius for planets with
Ser < 10® ergem™s7!, we find a value of 0.865 + 0.05 R,
(see Fig. 11), which is still compatible with c¢. This would indi-
cate that the mean radius of EGPs receiving a moderate or low
irradiation is smaller than the one predicted in Mordasini et al.
(2012b). The precise characterisation and modelling of these ob-
jects (as done in e.g. Havel et al. 2011) receiving a low irradia-
tion should allow us to better understand the physics of the atmo-
sphere of EGPs and provide new insight into planet formation.

6.3. Planet-host properties

One of the main ingredients of EGP formation is the metallic-
ity of the disk (e.g. Mordasini et al. 2012a; Nayakshin 2015b).

23 BothJupiter and Saturn were also included in the fit. They do not
change significantly the results.

24 This was done by drawing a statistically large number (in this case
10°) of planets from the interpolated distribution of Mordasini et al.
(2012b) at 5 Gyr.
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Fig. 12. Fraction of dwarf stars transited by a giant planet as a function

of the stellar iron abundance. The solid line is the best model found and

the grey regions represent the 1, 2, and 30 confidence intervals (from

dark to light grey).

The correlation between the fraction of giant-planet hosts and
their metallicity was revealed early in the solar neighbourhood
(Santos et al. 2001) and revised as the number of detections in-
creased (Fischer & Valenti 2005; Johnson et al. 2010; Sousa
et al. 2011; Mortier et al. 2013). Using our sample of secured
giant transiting exoplanets, we might test this correlation in the
Kepler FOV.

For homogeneity, we used only the metallicity reported for
all the Kepler targets by Huber et al. (2014) for both exoplanet
hosts and field stars, selecting only the dwarf stars that respect
the criteria defined in Sect. 5.1.1. We then computed the number
of transiting giant-planet hosts as a function of iron abundance
(Fig. 12). The planet-metallicity correlation is clearly visible in
the Kepler giant-planet sample. We fitted this correlation with a
power law of the form

log,o (f([Fe/H])) = ar x [Fe/H] + br, 9

with ap = 1.82, bp = —2.77, and the following covariance ma-
trix, obtained by bootstrapping 1000 times the values within
their uncertainties:

0.097 -0.003 “ . (10)

cov(ar, br) = " ~0.003 0.007
Our value of ag is fully compatible with all the values reported
for the solar neighbourhood in the aforementioned papers. Since
we are using transit hosts here, the value of bg cannot be com-
pared directly with RV results. Indeed, our value of bg integrates
the transit probability over the entire sample.

We also explored the correlation between the occurrence of
planets and the mass of the host. This correlation is well estab-
lished in RV detections, but we failed to confirm it. Assuming
a correlation with a functional form of f(My) = aMMiM (as
in, e.g. Johnson et al. 2010; Mortier et al. 2013), we find that
by = 1.9 £ 1.3. We are limited here by a lack of precision and
too small a sample.

Finally, we searched for a possible correlation between the
density of EGPs and their host star metal content, and did so
directly from the observational data and independently of any
model. A correlation between the core mass and the stellar met-
alicity has been proposed earlier on the basis of a comparison
between theoretical interior models and observations of transit-
ing planets (Guillot et al. 2006; Burrows et al. 2007; Miller &
Fortney 2011; Moutou et al. 2013b). Except for highly irradi-
ated planets, the bulk density of the planet might be used as a
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Fig. 13. Correlation between the bulk density of giant planets receiv-
ing a moderate irradiation as a function of the iron abundance of their
host star. The solid line is the best model found, and the grey regions
represent the 1, 2, and 30~ confidence intervals (from dark to light grey).

proxy for their core mass (for the same age, a planet with a mas-
sive core will have a higher density than a planet with no core).
We thus selected the objects in our giant-planet sample with a
stellar insolation of S < 10° ergcm™2s~! (Fig. 13)*.

We fitted this correlation with a model of the form

log,o pp = a, X [Fe/H] + by, (11)

with p, the density of the planet expressed in Jupiter unit,
a, = 1.07, b, = —0.47, and the following covariance matrix,
obtained by bootstrapping 1000 times the values within their
uncertainties:

12)

0.24 -0.03
-0.03 0.01 ||

cov(a,, by) = ‘

This corresponds only to a hint of correlation at the 2.2¢ level.
If we removed the two low-mass EGPs in the Kepler-51 system
(see Sect. 6.1), this significance drops to 1.30~. To confirm this
possible correlation, it is important to characterise more EGPs in
this regime of low irradiation.

7. Summary and conclusion

In this paper, we studied the physical properties of giant exo-
planets orbiting within 400 days of period. For that, we used
the latest catalogue of Kepler transit candidates (Coughlin et al.
2015) in which we defined sample of EGP candidates (see
Sect. 2) as the 129 candidates having a transit depth between
0.4% and 3%, a period up to 400 days, and a host star brighter
than K, = 14.7. These 129 objects orbit 125 different stars. We
performed an extensive RV follow-up of these candidates us-
ing the SOPHIE spectrograph on the 1.93-m telescope of the
Observatoire de Haute-Provence during six observing seasons.
This allowed us to unveil the nature of the candidates, and we
found that 45 bona fide planets (30 already known and 15 new
ones characterised by our team), 3 sub-stellar companions that
are likely brown dwarfs, 63 multiple stellar systems (SB1, SB2,
and SB3), out of which 48 are eclipsing binaries, and 15 are more
complex stellar systems. Finally, for 18 objects, we rejected that
they are grazing EBs or brown dwarfs, but we could not establish

2 If we limit to Sy < 10% ergem™s~!, we do not have enough well-
characterised planets to search for a correlation. None of the planets in
our sample with S < 10° ergem™s7! exhibits a radius larger than
~1.2 Rq_. Thus we can consider that this sub-sample of planets is not

significantly inflated.

their planetary nature. For these, we were able to put an upper
limit on their mass.

We then derived a false-positive rate of 54.6 + 6.5% for the
EGPs, with a value ranging from 51.2 + 6.3% to 65.1 + 7.1%
depending on the true nature of the unsolved cases (see Sect. 4).
This value is significantly higher than all the previously derived
values (Morton & Johnson 2011; Santerne et al. 2012b; Fressin
et al. 2013). We argued that this higher rate of false positives
could have a significant and non-uniform impact on the vari-
ous planet populations derived by Fressin et al. (2013). We also
showed that the absolute number of false positives is expected to
increase towards candidates with a smaller radius.

In Sect. 4.4, we compared the properties of the false-positive,
giant-planet candidate hosts with the ones of the target stars. We
found no statistical difference between the metallicity distribu-
tion of false-positive, candidate hosts and the target stars, while
there is a difference between giant-planet host properties and
other categories. This implies that either the number of candi-
date host (in which a majority of candidates are smaller than
Neptune) does not depend on metallicity or — more specula-
tively — there is a substantial fraction of false positives among
the catalogue of planet candidates. Therefore, the nature of the
candidates should be carefully scrutinised before inferring ex-
oplanet properties, which can then be used to constrain planet
formation models.

Thanks to our spectroscopic survey of the giant-planet can-
didates detected by Kepler, we cleaned this sample of false pos-
itives. This allowed us to derive an occurrence rate of EGPs
orbiting F5-K5 dwarfs within 400-day periods of 4.6 + 0.6%.
By computing this occurrence rate as a function of orbital pe-
riods, we recovered the three populations of giant planets al-
ready identified by RV surveys in the solar neighbourhood (e.g.
Udry et al. 2003): the hot Jupiters orbiting with periods of up
to ten days, the period-valley giants with periods between 10
and ~85 days, and the population of temperate giants with pe-
riods longer than ~100 days. We note that these populations of
giant planets, in particular the pile-up of hot Jupiters, were not
recovered in previous studies of the Kepler candidates (Howard
et al. 2012; Fressin et al. 2013). This was only possible because
we rejected more than half of the candidates from our sample as
false positives, which have a different period distribution.

The occurrence rate of hot Jupiters in the Kepler field seems
systematically lower by a factor of ~2 compared with other
surveys. Even if this difference is not statistically significant,
it could result from the EGP-host metallicity correlation (e.g.
Santos et al. 2001; Fischer & Valenti 2005). This lower oc-
currence rate of hot Jupiters compared with the HARPS and
CORALIE RV surveys (Mayor et al. 2016), for example, has no
counterparts for EGPs with orbital periods longer than ~85 days.
The reasons for these differences, if real, might be caused by the
mechanisms that only form hot Jupiters.

In Sect. 5.3, we provided an estimate of the formation
rate of brown dwarfs in the brown-dwarf desert, at the level
of 0.29 + 0.17% for orbital periods of less than 400 days. Finally,
in Sect. 6, we studied the physical properties of the EGPs in
our sample and the ones of their host stars. We find that EGPs
receiving an insolation lower than Sz < 10% ergcm™2s7! are
not inflated and exhibit a median radius of ~0.8 Rq, . This con-
firms the results of Demory & Seager (2011), with more ob-
jects receiving a moderate irradiation, and they were all filtered
out by spectroscopic means. Interestingly, we find that the ra-
dius distribution of EGPs with a moderate irradiation is sig-
nificantly different from the one predicted by Mordasini et al.
(2012b). These planets are found to be, on average, smaller than
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predicted. The detailed characterisation of the internal structure
of these moderate-irradiation planets should provide new con-
straints on planet formation and evolution theories. In partic-
ular, we find a hint of a correlation between the bulk density
of these planets and the metallicity of the host stars. This cor-
relation needs, however, to be confirmed with more planets in
this regime. We also confirm that the EGP-host metallicity cor-
relation previously found by RV surveys (e.g. Sousa et al. 2011;
Johnson et al. 2012; Mortier et al. 2013) holds for the transit ex-
oplanet population in the Kepler field. This suggests that similar
formation processes are at work in both fields, at least for EGPs.

To probe any relation between the occurrence of EGPs and
the properties of the stellar field, it is mandatory to explore more
stellar populations. Measuring the abundance of the a elements
of the hosts could also provide information about the galac-
tic populations these planet hosts belong to Adibekyan et al.
(2012). Different stellar populations are currently observed by
the K2 mission (Howell et al. 2014) and will be explored by
the upcoming space missions TESS and PLATO. This will give
us a unique opportunity to probe the difference in the proper-
ties of planet population further in different stellar environments.
This would, however, require a deep characterisation of the stel-
lar fields, which will be possible thanks to the GAIA mission.
Similar studies using the ground-based photometric surveys like
SuperWASP (Pollacco et al. 2006) and HAT-Net (Bakos et al.
2004) could also provide us with unprecedented constraints on
EGP formation and migration, but calibrating the detection lim-
its might be challenging because of the lack of uniformity in
the data. Note that TESS (Ricker et al. 2015) and PLATO (Rauer
et al. 2014) will be observing much brighter stars than the Kepler
targets. We will therefore have access to better RV precision with
the SOPHIE spectrograph, allowing us to do similar work on
the populations of smaller planets, down to hot super-Earths and
warm Neptunes (Courcol et al. 2015).
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Chapitre 7

Conclusion

Au cours de cette thése, nous avons étudié plusieurs éléments physiques impactant I’évolution de la
structure et de la rotation des étoiles jeunes de faible masse et avons comparé les modeles résultants a
certaines observations. Le premier point a mentionner est une amélioration globale de la modélisation des
étoiles de faible masse avec un traitement cohérent de 1I’atmosphere a partir de modeles d’atmospheres
réalistes. Ceci a permis la réalisation de modeles d’étoiles de faible masse cohérents avec les connaissances
actuelles.

Les travaux ont ensuite été essentiellement tournés vers 1’évolution du moment cinétique. En premier
lieu nous avons inclus les prescriptions les plus a jour pour I’extraction du moment cinétique par les vents
magnétisés. Celles-ci sont basées sur des modeles bi-dimensionnels permettant de reproduire la perte de
masse et de moment cinétique du Soleil d’aujourd’hui (Matt et al. 2015, 2012). L’étude systématique des
combinaisons de ce freinage avec différentes prescriptions existantes pour le traitement de la turbulence ho-
rizontale et verticale dans la zone radiative des étoiles nous a permis de sélectionner un jeu de prescriptions
permettant de reproduire au mieux les observations des vitesses de rotation de surface sur un large domaine
en masse et en age.

L’intérét porté a la turbulence dans la zone radiative nous a conduit a développer une nouvelle approche
pour modéliser la turbulence horizontale dans les codes d’évolution, basée sur I’anisotropie de la turbulence
en milieu stratifié en rotation. Celle-ci est toujours en phase de test et nécessite encore quelques révisions
avant d’étre appliquée a des modeles stellaires.

L’application a une étoile de 1,2M,de ces processus de transport et d’extraction du moment cinétique
et la comparaison avec les autres processus jugés potentiellement efficaces a ce jour, a permis de présenter
dans chacun des cas, les spécificités du profil de rotation prédit par ces différents modes de transport.

Enfin, nous avons mis en place pour la premiere fois un modele rotationnel fonctionnel adapté a I’en-
semble des étoiles de faible masse, permettant entre autre de reproduire les périodes de rotation observées
dans les amas jeunes pour les étoiles de faible masse (avec une masse comprise entre 0,2 et 1, 1M.). Ces
modeles ont également permis de faire des prédictions quant a 1’évolution a d’autres métallicités. Enfin, les
profils de rotation obtenus ont été comparés aux données héliosismiques et astérosismiques existantes pour
ce type d’étoiles.

Cependant, cette thése s’inscrit dans le contexte beaucoup plus large de I’évolution du moment ciné-
tique des étoiles jeunes que le projet Toupies a traité dans son ensemble. Si 1’on se concentre sur les modeles
d’évolution, bien que cette these soit une avancée sur de nombreux points (mentionnés ci-dessus), les mo-
deles demandent aussi a étre améliorés sur de nombreux points non approfondis ici. En voici quelques-uns :

Tout d’abord, ces modeles mériteraient d’étre prolongés jusqu’a des phases plus avancées : en effet,
le probleme global du moment cinétique des étoiles de faible masse existe également sur la branche des
géantes, lors des pulses thermiques sur la branche asymptotique et jusqu’a la phase de naine blanche.
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Ensuite, les modeles développés au cours de cette these ne reproduisent toujours pas le profil de rotation
du soleil, des processus de transport sont donc toujours manquants et méritent d’étre développés au sein de
modeles évolutifs. Nous avons également montré que la modélisation de la turbulence en milieu stellaire
avait encore de beaux jours devant elle, la nouvelle prescription décrite dans cette thése nécessitant d’étre
appliquée maintenant a des modeles stellaires. De plus, I’interaction entre les différents processus de trans-
port nécessite un travail particulier, par exemple I’influence du champ magnétique sur la propagation des
ondes internes de gravité. En effet, ces processus n’ont aucune raison d’&tre indépendants (voir par exemple
les travaux de Maeder et al. 2013).

L apport récent de nouvelles données par le satellite Kepler nous permet d’obtenir la période de rotation
ainsi que I’age et la masse des cibles de maniere relativement précise grace a I’astérosismologie (Angus
et al. 2015; Chaplin et al. 2014). Cela peut permettre de tester les modeles sur un échantillon de données
bien plus important. De plus, au cours de cette theése nous n’avons comparé qu’aux données photométriques.
La comparaison aux données spectroscopiques permettant d’obtenir I’évolution des abondances chimiques,
qui sont fortement dépendantes du mélange rotationnel, doit également étre faite.

Dans le cadre de ce modele, nous ne pouvons pas reproduire tout au long de 1’évolution la rotation des
étoiles de masses supérieures a 1, 1M, il serait intéressant de relever les différents processus qui peuvent
créer cette anomalie. De plus, les modeles les plus récents de perte de moment cinétique par les vents
mentionnent 1’existence d’un second changement de régime a haut nombre de Rossby (autour de la valeur
solaire, voir van Saders et al. 2016), Une étude systématique de I'impact de différentes topologies magné-
tiques, aujourd’hui apportées par les cartes magnétiques (voir e.g. Donati 2011) pourrait permettre de mieux
comprendre I’interaction du champ magnétique avec les vents stellaires(Réville et al. 2015).

De récents travaux par Feiden et al. (2015) montrent I’effet important du champ magnétique sur la
convection et donc sur I’évolution, en particulier lors des phases jeunes ou 1’enveloppe convective est im-
portante. Celui-ci permet en particulier de reproduire 1’inflation observée des étoiles de faible masse qui
n’est aujourd’hui pas reproduite par les modeles standard ou incluant un traitement des effets de la rotation.

Enfin, les phases précoces sont caractérisées par la présence d’un disque d’accrétion qui est pour 1’ins-
tant traité de maniere extrémement simpliste, or I’accrétion de matiere et de moment cinétique a un impact
important sur I’évolution lors de la pré-séquence principale. L’ensemble des processus physiques présents
a cette phase de 1’évolution doivent étre pris en compte dans les modeles.
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