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This thesis is about the détermination of elemental abundances in late-type stars by spectroscopy.
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The CIFIST logo represents a Latimeria Chalumnae, the only surviving species of the Coelacanthus order of fishes. It is a big oceanic fish living in the western Indian Océan. Coelacanths appeared in the Devonian period and left abundant fossil records until they seemingly disappeared in the Cretaceous period. They were believed to be extinct since about 70 million years, until the first Latimeria were found out the mouth of the Chalumna river (South Africa) in 1938: Latimeria thus became probably the most famous example of a "living fossile".

Latimeria was chosen to represent the CIFIST main goal, which is to find and study the "fossil stars" which survived from the very first âges of the Universe. The shape of the fish and the team name are superimposed over the convective pattern in the photosphère of a metal-poor star as simulated by the 3D hydrodynamical modeling code C05B0LD.

The logo has been drawn by E. Caffau and L. Sbordone. line shifts, line asymmetries, and departures from LTE which we interpreted in detail. Eventually, we contributed to the calculation of 3D model atmosphères becoming part of the CIFIST 3D model atmosphère grid.

For the Sun, we determined the photospheric abundances of Li, C, N, O, P, S, Eu, Hf, and Th.

Except for Th, 3D-1D corrections we found to be usually rather small, and not décisive for the ongoing discussion about the solar métal content for which we obtained Z© = 0.0154. Our investigations point to the need for solar atlases of higher quality and for constraining cross sections of collisions with neutral hydrogen more accurately.

In metal-poor stars 3D-1D abundance corrections are often large due to the more pronounced gasdynamical effects on the photospheric température structure (cooling by convective overshooting).

A striking case exhibiting large 3D-1D corrections was the oxygen abundance of the components of the binary System CS 22876-032 from OH molecular lines.

Résumé

Cette thèse concerne la détermination spectroscopique des abondances des éléments dans les étoiles de type F-K. Un aspect important et en partie innovateur de ce travail a été l'utilisation de modèles d'atmosphère hydrodynamiques 3D calculés avec le code hydrodynamique C05B0LD associé au code de synthèse spectrale 3D (Linfor3D). L'analyse des abondance a été généralement effectuée en supposant l'équilibre thermodynamique local (ETL). Toutefois, dans certains cas, des calculs non-ETL sont venus compléter l'analyse. Nous nous sommes particulièrement intéressés au Soleil et aux étoiles extrêmement pauvres en métaux. Pour ces objets nous avons en particulier discuté les différences systématiques entre les abondances obtenues à partir de modèles d'atmosphère hydrody namiques et de modèles hydrostatiques standard (corrections 3D-1D). Dans le cas du thorium dans le Soleil et du lithium dans HD74000, nous avons identifié de nouveaux effets sur les corrections 3D-1D. Ces effets sont liés au décalage de la raie, à son asymétrie et aux écarts à l'ETL que nous avons interprétés en détail. Les modèles d'atmosphère 3D calculés pour ce travail font maintenant partie de la grille "CIFIST" de modèles d'atmosphère 3D.

Pour le Soleil nous avons déterminé les abondances photosphérique de Li, C, N, O, P, S, Eu, Hf, et Th. Sauf pour le thorium, les corrections 3D-1D sont généralement assez petites, et influent peu sur la teneur en métaux du soleil. Nous avons obtenu Z© = 0.0154. Notre travail souligne le besoin d'un atlas solaire de qualité supérieure et de sections de choc avec l'hydrogène neutre plus précises.

Dans les étoiles pauvres en métaux, les corrections d'abondance 3D-1D sont souvent grandes, en raison d'effets plus prononcés dans la structure thermique de la photosphère (refroidissement dû à l'"overshooting"). Une des plus grandes corrections 3D-1D concerne l'abondance de l'oxygène dans les composantes du système binaire très dficient en métaux CS 22876-032, abondance déterminée à partir des raies moléculaires de OH.

OverView by Martin Asplund who used a 3D model computed with the hydrodynamic code of Stein & Nordlund (1998). The resuit of this analysis, summarised in Asplund et al. (2005), came as a surprise to the astrophysical community, and was a downward révision of the solar metallicity by about 0.2 dex. Such a resuit appears to be in contrast with the helioseismological data (Basu & Antia, 2008). In the course of this PhD thesis we devoted a large fraction of time to the analysis of the solar photospheric abundances using 3D hydrodynamical models. This analysis was performed completely independent of that of Asplund and collaborators and used 3D models computed with the CCPBOLD code. We determined the solar abundance of lithium, carbon, nitrogen, oxygen, sulphur, phosphorus, europium, hafnium, and thorium.

The results of this analysis hâve been published or are submitted in a sériés of papers to the Astronomy and Astrophysics journal.

From our analysis so far, based on CCPBOLD models and 1DLHd as the reference 1D models, we can conclude that 3D effects are not the déterminant in the solar abundance analysis, albeit there are some exceptions.

It is not possible to tell a priori whether the effect of granulation on the derived abun dances will resuit in a positive or négative change of the abundance relative to a homogeneous model. This has to be computed on a case by case basis for each line. One of the most noticeable effects of granulation are line profiles which are asymmetric and shifted with respect to the laboratory wavelengths. In some particular situations such effects are relevant also for the derived abundances. We considered the effect of the line asymmetry of blending fines in the case of thorium. 1.2 The sulphur abundance

The first element we studied was sulphur. This is one of the alpha-chain éléments which can also be measured in external galaxies, either through émission or absorption fines. It has the advantage over other alpha-chain éléments that in the interstellar medium it is not depleted onto dust grains. Thus, the observed sulphur abundance in the gas phase is the total sulphur abundance and it is not necessary to apply rather uncertain corrections for dust formation. For comparison it is thus of great importance to study the évolution of sulphur in our own Galaxy. We investigated sulphur in the Sun, concentrating on the study of the infrared Multiplet 3 at 1045nm, which is also very promising for the abundance détermination in metal-poor stars. We considered the fines of Mult. 3 in a few solar metallicity stars, and we compared the sulphur abundance derived from Mult. 3 to the one derived from other S i fines. We also considered the S i fines of Mult. 1 at 920 nm, to obtain the sulphur abundance in two globular cluster.

Metal-poor stars

According to the ACDM cosmological model, after the first three minutes the baryonic matter in the Universe was composed exclusively of isotopes of H and He, as well as traces of 7Li. This implies that the first stellar objects should hâve had this primordial composition, i.e. being devoid of metals with the exception of lithium. WMAP data (Spergel et al., 2007) confirmed this model, and suggests that at z = 10.9^| i.e. 365 Myr after the big bang the Universe was largely reionised. The most likely source for the ionising photons are the first stars. According to models of stellar évolution, a star of small mass, M < 0.8 Mo, formed 1.4 Déviation from Local Thermodynamic Equilibrium a few hundred Myr after the big bang, should still be shining on the Main Sequence today.

Despite 40 years of extensive searches no star with such a primordial composition has been found. It may well be that ail the first stars were massive or exceedingly massive as suggested by some theoretical scénarios (see Schneider et al. (2003) and references therein) and hâve ended their life already as supernovae. However, other theoretical studies predict the formation of low mass primordial stars (Nakamura & Umemura, 2002). Existing surveys searching for metal-poor stars hâve been magnitude limited, the deepest being the Hamburg-ESO (Christlieb 2003, RvMA 16, 191 and references therein) which reached V=16. Major progress is obtained from the data of the Sloan Digital Sky Survey (http://www.sdss.org/) in which the Data Release 6 provides low resolution spectra for 38000 stars spread over a surface of 12000 square degree which serves as new source of metal-poor stars.

The exploitation of these surveys allows, on the one hand, to place constraints stronger than in earlier time on the number of low mass stars of primordial Chemical composition, on the other hand to discover and perform detailed study of the extremely metal-poor stars (XMP stars), i.e., stars of metallicity [M/H]< -3.0 which are the descendants of the primor dial stars. Detailed knowledge of their Chemical composition provides important constraints on the masses of the first génération of stars which enriched the Galaxy, which in turn trans lates into information on the number of ionising photons provided by the First Stars.

Searching for the first stars, we analysed 26000 low resolution, low signal-to-noise spec tra of the SDSS survey, with an automatic code. We selected a few tens of extremely metalpoor stars ([Fe/H]< -2.8). Higher quality data of about 20 of these selected extremely metal-poor stars confirmed the very low metallicity. Detailed analysis is in progress.

Déviation from Local Thermodynamic Equilibrium

Using 3D model atmosphères one should be aware that the problem of déviation from Lo cal Thermal Equilibrium (NLTE) may be more severe and more difficult to deal with than with 1D model atmosphères. This is due mainly for the following reasons. (i) In models of metal-poor stars the cooling effect of 3D models increases the différence between local and radiative température, (ii) Due to the granulation pattern one has to consider that the hori zontal exchange of radiation can drive additional departure from LTE. One should therefore, whenever possible, treat the problem in NLTE.

Apart from lithium, for the time being we do not hâve the capability to perform 3D-NLTE calculation. At the moment we are working on oxygen. Interested in the effects NLTE can produce on the détermination of abundances in the Sun, we performed 1D-NLTE computa tions, using the 1D solar model atmosphère obtained by horizontal and time average of the 3D model. To be confident that the approach was reasonable, we compared the contribution function of the line according to 3D and average 3D models. These two models share the same average température structure. We know that, for the éléments we analysed in the solar photosphère, température fluctuations are not important in the abundance détermination. To compute the 1D-NLTE corrections for carbon, nitrogen, and oxygen, we used the Kiel code of Steenbock & Holweger (1984). For sulphur we considered the NLTE correction available in the literature.

OverView 1.5 Own contributions to the various papers I give here a summary of my own contribution in the papers attached to this work. By saying that "I did the analysis" I mean that I selected the spectra, measured the EWs and/or fitted the line profiles, computed the synthetic spectra, computed the NLTE corrections, when the model atom is available, determined the abundance.

• E. Caffau & H.-G. Ludwig, "The forbidden 1082 nm line of sulphur: the photospheric abundance of sulphur in the Sun and 3D effects", 2007, A&A, 467, L11

The paper of Ryde (2006) gave me the ides to do this work. I did the analysis and wrote the paper. My contribution constitutes the major part of the overall work in this paper.

• E. Caffau 1.5 Own contributions to the various papers forces are neglected. As stated before, rotation is ignored as well. This would add terms related to centrifugal and Coriolis forces.

Besides the governing équations, data related to the opacity and équation of State are important inputs to the model calculations. Both are made available to C05BOLD and LHD in the form of tables. The opacity tables contain the absorption coefficient per mass, k, including both the effects of absorption and scattering of photons. In both codes absorption + scattering is treated as true absorption. Opacity tables are the same for LHD and CO^BOLD models. At présent they are based on data from the MARCS stellar atmosphère package (Gustafsson et al. 2008). The absorption coefficient k is averaged in a small number of bins, usually 5 for solar metallicity and 6 for metal-poor models, but also 12 bins hâve been investigated for both metallicities. The k is given at a large number of représentative wavelengths (108 000 values), for a given number of températures and pressures. From these data given at high wavelength resolution the binned opacities are derived. The binning criteria are evaluated using standard 1D MARCS models spécifie to each set of stellar parameters (Nordlund, 1982;Ludwig , 1992). In practise the function K(p, T\A) is converted into K(p, T ; ) where rib is the bin number. The first bin corresponds to the continuum, increasing bins correspond to lines of increasing strength. The 1D MARCS models used in the binning procedure as sume a spécifie micro-turbulence, so that, in principle, the binned opacities are dépendent on the value of the micro-turbulence. However, the sampling in opacity bins is so coarse that the dependence is negligible.

The équation of State (EOS) tables used by LHD and CCPBOLD contain the entropy S, pressure p, température T, as a function of internai energy, e, and density, p, as well as auxiliary data allowing to calculate the partial dérivatives , {jj^j , and . From these dérivatives further thermodynamic variables of particular interest (e.g., Sound speed, spécifie heats) can be calculated via algebraic relations. In fact, any thermodynamical quantity that is a first dérivative of p, T, and S, can be expressed as algebraic combination of the three dérivative given in the EOS table.

The choice of the variables and the dérivatives in the EOS tables is motivated by the connection between a thermodynamical potential and its dérivatives. With S being the ther modynamical potential, p and T can be obtained as first dérivative of this potential, 1 -(asï p (tX T \de)p s-(i)"

and the partial dérivative given in the EOS tables are second dérivatives of S.

C05BOLD models 2.2.1 Models ready for spectral synthesis

A 3D-CO'lBOLD model is a temporal sériés of structures giving the instantaneous values of some variables at selected instants in time, at a number of points in a spatial région of the photosphère. Astronomers working in the field usually refer, in jargon, to each of these structure as a "snapshot". We will also use this name in what follows even if it is not an "official" name. Each snapshot, identified by an integer number and by a time, gives the density in (g/cm3), the internai energy (in erg/g), and the velocity vector (in cm/s) located at the centre of each discrète volume element whose position is defined by the coordinate grid.

The variables stored in each snapshot are the minimal number to make the size of the file containing the snapshot as small as possible. However, other useful physical quantities can be easily derived and added to the structure of the snapshot. From the opacity table of the model, the absorption coefficient can be computed, and from the équation of State table

for the metallicity of the model, p, T, S, , and can be computed. The Rosseland optical depth rross is obtained from the absorption coefficient and the geometrical height, t{z) = £°p/<(x)dx.

Covering the temporal évolution

The temporal sériés of snapshots that composes the model should cover a time interval long enough so that the snapshots should be représentative of the statistics of the stellar flow. For the idéal time interval one has to find a good compromise between the computational time, which is demanding for computing a 3D model, and a physical time which should be long enough to cover many granulation life-times. Some time scales help us to détermine the time interval. The convective turn-over time scale in the surface layers can be defined as the time needed by a bubble of gas to cycle in the convective zone of the model. However, in the model, a bubble of gas is usually not circling. Alternatively, one can define as the turn-over time scale the time that on average the gas takes to traverse the convective zone of the model. This time is on the order of 1 000 s in the solar model we use. Obviously, such a définition makes the time scale dépendent on the geometrical extent of the model. As another alternative, one can define the turn-over time scale the average time that the gas needs to travel for a pressure scale height at the surface, which for the solar model is on the order of 100 s. Another characteristic time is the half of the (isothermal) acoustic cut-off period, tc = Hp/c (Hp\ pressure scale height at Tr0Ss = 1, c: sound speed). Svensson & Ludwig (2005) investigating hydrodynamical models spanning a large range in effective température, gravity, and metallicity, found that the evolutionary timescale of surface granulation roughly scales with tc (scale factor is around ten). We consider a sufficient time interval for models if they cover some hundred tc, so that a considérable number of granular live-times hâve been followed, and some (order of ten) convective turn-overs hâve taken place. For the Sun the above criteria are fulfilled in one hour time. The convective turn-over timescales in the surface layers is approximately 500 s. The tc is less than 20 s.

Grid resolution and geometrical box size

What is here presented is only the resuit of expérience accumulated running models. The geometrical box must be pre-defined for each model. For the box définition, one should find a compromise between a sufficiently high resolution, reasonable computation time, and a sufficient number of granules embedded in the computational box. The resolution we choose is usually 140 x 140 x 150 for models of dwarfs. For giant models we use sometimes 150 x 150 x 200. The geometrical dimension of the horizontal box is fixed by the number of granules. We require at least 10 granules to be présent in the box, and, preferentially, not more than 100. The vertical scale is fixed in order to cover a range from optical thick to optical thin layers. In models computed for use in spectroscopy we require that they cover an optical depth range of at least -6 < rross < 5. The z-scale and the thickness of each layer (dz) are fixed accordingly. For solar models our standard box dimension is the solar one, according to température, gravity, and metallicity of the model. We scale the geometrical size of the box according to the change of the pressure scale height at the surface Hp = -1. The metallicity (influencing the mean molecular weight jj) has a modest impact so that we neglect its influence. Moreover, for inter-comparability among models sharing the same effective température and gravity but differ in metallicity, we want to keep -if possible -the same geometrical box-size.

We scale the box-size only according to température and gravity so that, for instance, a model of 5500 K/3.5 is assigned a box-size which is a factor 7 larger with respect to the solar model (-x -jjjr). The choice of the horizontal to vertical grid resolution is further constraint by the desire to make the ratio not too extreme (between 1:3 and 3:1).

Entropy and the lower boundary condition

The effective température of a CCPBOLD model is not (like in standard model atmosphères) a control parameter but set indirectly by the value of the entropy which is assumed for material flowing into the computational box through the open lower boundary. A higher entropy corresponds to a higher heat content of the inflowing gas leading -after transportation to the surface -to a higher surface température and eventually higher effective température of the model. Assigning the correct entropy of the inflowing gas is important for obtaining a 3D model of a given, requested effective température. We obtain the entropy of the inflowing gas by a scaling procedure similar to the way we scale the geometrical box size, in combination with values obtained from an older génération grid of hydrodynamical models (Ludwig et al., 1999). From the requested effective température, Teff, the nominal output flux is F0 =

We compare the actual output flux F of the model to F0 and require that -be close to one, allowing for a tolérance in the flux of ±5%. Consequently, the effective températures of our models, meaning models of F-G-K stars, deviate from the nominal Teff by about 50 K.

The profile of the entropy as a function of the geometrical or the optical depth exhibits a typical behaviour for G-type stars, as the Sun. As an example we consider four solar models, whose characteristics are listed in Table 2.1. Models 53, 57, and 58 use the équation of State (EOS) with abundances given by Anders and Grevesse (1998), while model 59 (still running) is using for the EOS the abundances given by Asplund et al. (2005). Models 57, 58, and 59 employ opacities based on MARCS data with abundances from Asplund et al. (2005); model 53 uses older génération opacities based on ATLAS (Kurucz, 1979) data, assuming the abundance mixture of Anders & Grevesse (1989). Models 58 and 59 hâve 12 bins the opacity tables, the model 53 and 57 hâve 5 bins.

The entropy profiles of the solar models are shown in Fig. 2.1. In the deepest parts of the models S is nearly constant, decreasing more and more strongly when going upwards. For r < 1 the entropy gradient is négative (--< o). A minimum is reached at t w 1. The entropy for r > 1 increases rapidly > O). The région where ^< 0 is (formally, according to the Schwarzschild criterion) convectivly stable, heat is transported predominantly by radiation;

where -> 0 the stratification is convectivly unstable, convection is the major contributor to the heat transport. As one can see in Fig. 2.1, the entropy at the lower boundary condition (marked by horizontal fines in the upper panel) is slightly higher than the entropy at the lowest layer because the entropy plotted here is a horizontal average of low-entropy cool down-flowing material and high-entropy warm up-flowing material. Table 2.1: Characteristics of the solar CCTBOLD models. The box size, the abundances, the opacity, and the inflow entropy are given for the four solar models we considered.

A T [ K ]

T / 1 0 3 ( K ) the input/output, such as how often to write output information to the various files.

Although not requiring the free parameters needed in 1D computations to adjust the efficiency of the convective energy transport and the strength of the turbulent velocity field, 3D models are characterised by a set of numerics-related features, e.g. the numerical scheme used for solving the hydrodynamical équations, the spatial resolution of the numerical grid, the amount of artificial viscosity, the number of rays (angles) considered in computing the radiation field, and many others. The hope is that the results become essentially independent of the choice of these properties once the numerical resolution exceeds some critical threshold.

At the beginning of any job the C05B0LD reads the input ascii file with input parameters.

As the code runs, it writes into some files. At fixed stellar time interval a file is produced that contains the full 3D information -hence, called full file. Usually more frequently another output is produced -the mean file. As the name suggests, it contains values for some average physical variables, that permits to check the status of a model. The mean file also contains the geometrical characteristics of the grid, and emergent intensity maps for integrated light as well as for the individual opacity bins. Moreover, the out-going radiative flux is given, so that one can verify whether the effective température of the model is correct. Two other output files are produced. An ascii file (the out file) which contains, for ail instants in time, the input parameters, the radiative flux at the upper and lower boundary, the hydrodynamic time step according to the Courant-Friedrichs-Lewy (CFL) condition, the radiative, and the viscous time steps, and the actual time step taken. The CFL time step is the maximum time step allowed to be taken in an explicit time stepping scheme still ensuring stability. In hydrodynamics, the CFL criterion says that the time-step must be so small that the physical information propagates at maximum one grid-point per time step cs + v with As the smallest grid spacing (minimum of Ax, Ày, and Az), cs the Sound speed in the gas, and v the gas velocity. The smallest value between CFL, radiative, and viscous time step is the next time step used by the model.

The fine file -another ascii file -gives for every time step horizontal averages of the radiative flux at the lower and upper boundary, and the mean intensity as well as the spatial intensity contrast for every limb angle //, and every opacity bin.

Being often in the situation in which at least ten models are running at the same time, we developed a tool to monitor the job progress helping to identify problems. We daily generate an HTML page, the COMOMO (CCPBOLD MOdel MOnitor) page, that provides information about the status of the running models. For each model we put some basic informations in this page (name, working directory, machine where the model is running, stellar parameters) and some plots. The plots show

• the horizontal average température, at logr = -3.0, 0, 3.0, as a function of time;

• the horizontal average entropy, at log r = -3.0, 0, 3.0, as a function of time;

• the radiative flux as a function of time;

• the vertical grid spacing as a function of height together with the horizontal grid spac ing;

• the optical depth for a number of geometrical depths as a function of time;

• the température for a number of geometrical depths as a function of time;

• a map of the emergent intensity in vertical direction; see Fig. 2.3 for an example.

Snapshot sélection

The complété model is composed of a number (between some tens and some hundreds) of snapshots, stored as full-files. Consecutive snapshots (depending on the time interval of output) are often correlated. It does not improve the temporal statistics of synthesised spectra if one includes such correlated events. One should not forget that 3D spectral synthesis analysis is very time demanding and the computing time scales linearly with the number of snapshots considered. We fixed at around 20 the number of snapshot we consider for spectral-synthesis computation. We think that 20 is a good compromise considering the time coverage in the analysis to sufficiently accurately represent the statistics of the spectra of the model atmosphère. This choice of 20 snapshots is motivated by a study of a solar model. Looking at this model we réalisé that each snapshots is closely correlated with the previous and successive one. Having 100 snapshots in total we decided to keep any fifth.

Stellar model atmosphères and abundance analysis

We considered a synthetic line profile of phosphorus obtained using the complété set of 100 snapshots and the 20 selected snapshots. The average équivalent width considering the complété set and the selected snapshots changes by 0.1 % and 0.2% for disc-centre and dise integrated spectra, respectively. This corresponds to a différence in abundance of less than 1 per mill. To be consistent with the solar model, we selected a number of snapshots for each model as close as possible to 20 able to represent the complété sample. To select the suitable snapshots we consider ail of them and then we compare how this sélection behaves in respect to the complété sample considering certain properties of the flow field. We are interested in the spectral synthesis computation with 3D models, so that we focused on some variables responsible of the line behaviour in the 3D synthetic spectrum. In particular we considered the line shift and the line broadening of the 3D synthetic spectrum obtained from the 3D model.

We compare for ail the snapshots, and the selected ones, the average effective tempéra ture and its rms value. An important point is that the sub-set of the selected snapshots has an effective température and its rms value as close as possible to the complété sample. Tolér ance is a few Kelvin. We compute, for each snapshot, the horizontal average of the vertical velocity, at unit optical depth, <Ve(rross = 1 )}ÏV. This variable is related to the line broadening of the 3D synthetic spectrum obtained from the 3D model. We plot this value as a function of time, i.e. for any snapshot. Our philosophy is that the selected snapshots should be représentative of the complété sample with respect to the mean vertical velocity, so to hâve selected snapshots with high, low, and close to average mean z-velocity. Fig. 2.5 upper panel indicates the selected snapshots as diamonds.

We further compare some average quantifies as a function of Tross for the complété sample and for the selected snapshots. The mean velocity, i.e. the vertical component of the velocity averaged on the horizontal surfaces and time, <VZ> = jj£n=0 (vz(T(n,z))xy with N the total number of snapshots. This variable is related to the line shift of the 3D synthetic spectrum obtained from the 3D model (see Fig. We can consider it as a limit to the précision to which a model can represent the line shift, so a limit in the line shift détermination of 3D spectral synthesis computations.

An example of the plots created in the sélection procedure, is shown in Fig. 2.5.

2.2.7

The horizontal scale of granulation

Apart from the solar models, we hâve several models of dwarfs and sub-giants available that we used in the abundance analysis. In a sub-sample of the C05BOLD models we looked at the horizontal size of the granulation. To start with one has to define the granule size.

We consider the intensity in integrated light in vertical direction for several snapshots, I(x,y,t). This is a three dimensional function, the two geometrical dimensions and the I°9l0 T,oss log10 Tross horizontal surface in a second, is shown; this variable can be considered as a limit in the line shift détermination of 3D spectral synthesis computations.

Stellar model atmosphères and abundance analysis temporal one. For each instant in time r0, we consider the two dimensional Fourier transform of the function I(x,y, t = to),

The maximum of power spectrum /'/'* (the asterisk dénotés the conjugate complex) we take as characteristic horizontal scale of the granulation pattern. We consider l'V* for any instant in time, average it, and détermine the maximum of this function. The results, in the case of models with metallicity -2 and -3, are shown in Fig. 2.6. The average granule-size is a function of effective température, gravity, and metallicity. The dimension of the granules, d, is roughly increasing with température and decreasing with Hp, so with gravity as d ~T/g.

The Lagrangian HydroDynamics (LHD) code computes 1D hydrostatic plane parallel mod els. As CO^BOLD, the LHD code reads an input model and evolves the structure in time, in the présent context until a stationary State is reached. To produce a standard 1D model the LHD code needs as input parameters gravity, Teff , hydrogen and hélium abundance, the mean molecular weight, the metallicity, the pressure scale height at the upper boundary, and the mixing length parameter. It also reads an opacity and équation of State table. We consider a model relaxed when the ratio between actual total flux and nominal requested flux is close to 1, accepting a déviation of less than 5 per mill. This tolérance implies for the solar model an effective température within 8 K from the nominal one. For our hottest models of 6500 K effective température this implies a déviation from the nominal effective température within 8 K as well.

Since LHD uses a staggered mesh in the model output some variables are given at the edge of each discrète layer, others at the centre of each layer. At the edge of each layer the model gives: the geometrical height z in cm, the velocity v in cm/s, the optical depth rross, the convection velocity in cm/s, and the fluxes ( radiative, convective, total) in units of the nominal flux. At the centre of each layer: the number of the cell, the density p in g/cm\ the gas pressure in dyne/cm2, the internai energy in erg/g, the viscous pressure, Q, in dyne/cm2, and the température in K. In a stationary model the velocity is usually (as necessary) small as well as the viscous pressure.

Some of the input parameters (gravity, Tcff , hydrogen and hélium abundances, mean molecular weight, metallicity, pressure scale height) are the same as used by C05B0LD. A parameter necessary to specify an LHD model which is not présent in a CCFBOLD model is the mixing length parameter, a. This is a free parameter of mixing length theory which is applied to "simulate" convection in a 1D model. a Controls the efficiency of the convective energy transport. The larger a, the larger becomes the convective flux which often also leads to a more extended convective région. Defining the actual température gradient v = J and adiabatic température gradient vad = (|-to first order the convective flux scales in mixing length theory as Fcom ~a2 (v -vad). Moreover, under hydrostatic conditions the entropy gradient is ~v -vad. For fixed Fcom, -is smaller for larger a, and viceversa. The qualitative behaviour of the température gradient is similar. An example of LHD models with the same Teff and gravity is shown in Fig. 2.7. The panels illustrate the switching between convective and radiative energy transport in a late type stellar atmosphère. Towards Stellar model atmosphères and abundance analysis higher photospheric layers the température decreases and the opacity decreases as well. This favours radiation, and the convective flux goes to zéro.

Linfor3D

In this work we are mainly interested in the abundance analysis. We consider C05B0LD and 1D models to compute synthetic line profiles and the total absorption of fines, measured by their Equivalent Width (EW),

with Fc and FÀ the continuum and total fluxes, respectively. A{ and A2 delimit the wavelength range over which the line profile is synthesised (hopefully containing ail contributions to the fine profile). For 3D spectral synthesis we use LinforSD1.

The energy is transported through the stellar photosphère, and emitted from the surface.

The emergent intensity is formally computed by Linfor3D as simple intégral over the source function S as Jr*T2 S (r)e~Tdr.

Tl ri and T2 delimit the monochromatic optical depth interval over which the intégral is computed. Usually ri = 2 (starting the intégration in the optically thick régime) and -6 < T2 < -4 (being sufficiently optically thin to hâve summed-up most of the fine con tribution).

To obtain the abundance of an element from an observed spectral fine, one can measure the EW in an observed spectrum, and then interpolate in a synthetic Curve of Growth (CoG) for the particular fine to obtain the correspondent abundance. Alternatively, one can fit the observed fine profile with a grid of synthetic spectra. We use both approaches, deciding, case by case, which is the most suitable.

The latter approach is more careful. In fact, apart from the strength of the fine, which is taken into account also by measuring the EW, the fine profile fitting procedure considers also the shape of the fine. This is helpful provided the synthetic spectra can include ail effects that characterise the shape of the observed fine. There are some cases where this is not fulfilled. Some examples follow. A fine blended by other fines whose oscillator strength, log gf, or whose abundance of the corresponding element is not known with high enough précision. A fine whose damping constants are not well known, so that the synthetic spectrum cannot reproduce the wings of the observed one. A telluric absorption affecting the observed spectrum. A fine affected by NLTE, meaning that the levels involved are not populated according local thermodynamic equilibrium. In fact, NLTE effects change the shape of the fine (Asplund et al., 2004). Ail these effects are the more important the higher the S/N and resolution of the observed spectrum. There are situations in which fine profile fitting is better. When the fine of interest fies on the wing of a stronger fine, the measurement of the EW is misleading, and difficult to do. One has to consider the wing of the strong fine as a continuum, increasing the continuum absorption, and in this case expérience teaches us that the EW is underestimated. There are situations in which it is necessary to use the fine profile fitting, such as in the détermination of the 6Li/7Li isotopic ratio, or in the abundance déterminations when using a weak line lying on the wing of a stronger blending line whose asymmetry is non-negligible (like in the case of thorium in the Sun).

For measuring the EW in an observed spectrum we use the IRAF splot package, with the deblending option in the case of blends. This option allows to fit multiple Gaussian and/or Voigt and/or Lorentzian profiles to a spectral feature. In the case of unknown blends one can measure the EW requiring a Gaussian or a Voigt profile function for any line expected in the range. The strength of any component is obtained as to optimise the shape of the feature, so that it is not necessary to hâve any information on each line. This is an approximation from the moment that blends are not simple sums of fines; the saturation effect may hâve to be considered. However, also to fit a fine with a Gaussian or a Voigt profile is an approx imation. For the fine profile fitting we use a code, described in CafTau et al. (2005). The best fit is obtained by minimising the différence between synthetic spectra and the observed one. Synthetic spectra are interpolated in a grid. The minimum^2 is obtained numerically, using the MINUIT routine [START_REF] James | MINUIT, Reference Manual[END_REF], "Référencé manual version 94.1", CERN, Geneve, Switzerland).

From the computational side we hâve to produce the synthetic profiles and the theoretical CoGs. Ail this is computed with Linfor3D. For the 3D and (3D) model, any snapshot produces an integrated flux, an intensity for a selected number of inclination angles, a con tinuum, and an EW. The synthetic EW, taking into account the contribution of ail snapshots, ff T4(x,y,z; t) dx dy being A the surface. This is not what is used by Linfor3D. The average température is computed on a r scale. We change the référencé frame for the température, T (.x,y,z',t) => T (x,y, r; t). Then we obtain the horizontal average as a function of r

The température average is computed from the 4th moment of the température, T4, and not on T, because, in this way, the radiative flux of the average model represents more closely the radiative flux of the underlying 3D model. Steffen et al. (1995) compared the radiative flux of a 2D-model with three different average 1D models. These three 1D models were done as a) horizontal average of température and pressure over levels of constant geometrical height; b) horizontal average of température and pressure over surfaces of constant optical depth; c) horizontal average of T4 and pressure over surfaces of constant optical depth. The latter average model showed doser radiative flux with respect to the 2D-model.

For each instant in time, we can compare the two functions T(z) and T(r), r being a monotonie function of z-In a plane (T, r) these two functions are very close, at small optical depth, however, the r-average température shows a steeper increase at optical depth unity (see Fig. 3.1).

Isolated spectral Unes

We defined as "3D abundance correction" the différence in the abundance derived from the 3D model and the 1DLHd model: A(Y)3D -A(F)idlhd, being Y the Chemical element considered. This correction takes into considération the effect that the granulation has on the abundance détermination with référencé to a spécifie IDlhd model (with a fixed value of mixing-length parameter and micro-turbulence). We also introduced the quantity:

A(T)3d -A(F)(3d>. This correction highlights the effects of fluctuations around the mean stratification on the line formation process.

In a standard abundance analysis, one has to compare a synthetic profile computed by using a 1D model, such as an ATLAS (Kurucz 1993, Kurucz 2005) or MARCS model (Gustafs son et al., 2008) to the observed spectrum of a star. If we suppose that a 3D model is more realistic than a 1D model, we can say that comparing a synthetic spectrum computed with a 1D model to the observed stellar spectrum is équivalent to comparing the synthetic spectra obtained from the référencé 1D model and from the 3D model. In this way we argue that the différences in abundance analysis from 1D and 3D model are due to the granulation, so that this "3D correction" could be applied to a standard 1D analysis of an observed spectrum permitting to take into considération the granulation effect of a star.

As said before, the référencé 1D model has micro-turbulence and mixing-length param eter (cr) as free parameters. The choice of these two parameters, in the spectral synthesis computation, affects the "3D correction". By changing the mixing-length parameter the température profile of the 1D model changes. For solar type stars this affects only the inner part of the photosphère (logr > 0), while the majority of the fines form at lower optical logx Figure 3.1: Example, for a snapshot of the solar model 59, of a comparison of the horizontal average température at equal optical depth surfaces, (T(r)), (dashed line), and geometrical height, (solid line). For (T (z)) has been converted to the corresponding optical depth.

depths. Thus, except for lines with high lower level energy, this parameter is not fundamental in the computation of the "3D correction". However, there are important exceptions also for the Sun. For instance, the nitrogen lines observable in the solar photosphère are ail from highly excited levels (10-12eV), so that the choice of the a parameter affects the abundance détermination of nitrogen when using a 1D standard model. For metal-poor stars the convective zone extends further out; the convection affects also layers at r < 1. For these stars the choice for the mixing-length parameter is also of grater importance.

Also the micro-turbulence can influence the resuit of the abundance détermination.

Strong lines in a synthetic spectrum are stronger when the micro-turbulence is increased.

Weak lines (EW smaller than a few pm) are insensitive to the micro-turbulence. This behaviour is évident in Fig. 3.2. In this plot the curve of growth (CoG) from a theoretical 3D model, for the 327.4 nm Cu I line (diamonds over dashed line), is compared to three CoG obtained from the 1DLHd model with three values of micro-turbulence (solid lines). For weak lines (EW< 2 pm) these three CoGs coincide, while for EW> 2 pm the three curves separate, and the différence between them increases with the EW. The "3D correction" in this plot can be visualised as the length of the segment that, for a spécifie value of the EW, connects the CoG relative to the 3D model to the one related to the 1D model. The length of this segment is influenced by the micro-turbulence which is assumed. As a conséquence the "3D correction" of strong lines dépends on the choice of the micro-turbulence.

The "3D correction" dépends also on the EW (see Fig. 3.2). This fact is easily understandable when one thinks of strong lines already in the saturated part of the CoG. 3D and 1D models can start the saturation at different values of the EW, so that the CoG from 1D and 3D models are not parallel. But usually the CoG of 3D and 1D models are not exactly parallel. Asymptotically they must become parallel, but saturation effects are visible also in weak lines.

In addition, NLTE effects can be different for 1D and 3D models. An LTE "3D correc tion" can be completely different with respect to a NLTE "3D correction". At the moment, we do not hâve many possibilities to perform 3D-NLTE computations. The only resuit ob tained by our group concerns lithium. And for Li in fact the "3D correction" is different in LTE and NLTE.

After the above considérations it is clear that to investigate 3D effect it would be désir able to study a weak line, so that the micro-turbulence does not change the strength of the synthetic line, with low energy of the lower level, so that it forms in a région of the stellar photosphère where the mixing length parameter is not important, and whose levels are close to LTE.

We investigated the forbidden S I line at 1082 nm. It is so weak that the 1D abundance détermination is insensitive to the choice of the micro-turbulence. The lower lever energy is 0.0 eV, and both levels of the transition are close to LTE conditions. We considered the EW of this line in the solar observed spectrum, then deduced the corresponding abundance of sulphur by interpolation of the measured EW in the computed curve of growth from 3D and 1D models. We compared the abundance obtained from the 3D-CCPBOLD model to that obtained by using four 1D models. We realised that the différence in the abundance détermination between 3D and ATLAS model could be also due to différences in the microphysics of the two models. Only the <3D> and 1DI Hd models share the micro-physics of C05B0LD, making the comparison consistent. 

Blended Unes

The 3D effects mentioned above are what we called the "intrinsic 3D correction". 3D effects may be due to features blending the line of interest. The asymmetry of a blending line profile can influence the abundance détermination from a spectral line. We hâve to recall that a synthetic 1D line profile, by construction, is symmetric. The velocity field stored in a 3D models is able to reproduce the asymmetry of a spectral line, which is visible in an observed line profile. An example of this fact is shown in Fig. 3.3, in the case of a solar line of phosphorus. The 1DLhd line profile (dashed line) is symmetric. The profiles of the blue wings of the two models are very close, while the 3D profile (solid line) présents a red wing which is smoother than the profile due to 1DLHd model. If we think to bisect the two profiles, the 1D bisector would be a vertical segment in the plot, the 3D bisector a "C"-shaped line.

The contribution to the EW of the red side of the line in the 3D case is larger than the one due to the blue side. If a weak line happens to lie on the red wing of a stronger line, having the same behaviour as the line in Fig. 3.3, a 1D profile is unable to reproduce the asymmetry of the strong line, so that the abundance from the weak line is over-estimated. This effect played a rôle when we determined the abundance of thorium in the solar photosphère. We measured the thorium abundance from the unique Th II line measurable in the solar spectrum, which happens to lie on the red wing of a strong Ni-Fe blend. With the introduction of 3D synthetic spectra we could correctly take into account the asymmetry in the line profile of the feature blending the Th line, so to obtain a thorium abundance in agreement with the meteoritic value. This work on the solar thorium abundance détermination was triggered by the work led by R. Cayrel on the 6Li/7Li détermination in metal-poor stars.
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Figure 3.3: The solar phosphorus line at 1052 nm. The 1Dl1Id line profile (dashed line) is symmetric, the 3D profile (solid line) shows a clear asymmetry.

Introduction

Weak forbidden lines arising from the ground level of an ion in the dominant ionisation stage can be extremely useful for measuring abundances. They are often unaffected by departures from LTE, and they are insensitive to the atmospheric température uncertainties as well as micro-turbulence. On the other hand, forbidden lines are sensitive to gravity, but this is of no concern in our analysis, since the solar gravity is well known. The most widely used of such forbidden lines is certainly the 630 nm [OI] line, which has often been the oxygen abundance indica tor of choice, even though it is blended with a Ni I line, which, in the solar spectrum, contributes about 1/3 of the équivalent width (EW) of the feature. Recently, Ryde (2006) has used the corresponding forbidden line of sulphur at 1082nm, to measure the sulphur abundance in a sample of stars in the Galactic dise.

However, he did not investigate the line in the solar spectrum.

The [SI] 1082 nm line is clearly visible in solar spectra; we there fore decided to measure the solar sulphur abundance from this line and to compare this measurement to values obtained from other sulphur lines. We further investigated 3D effects influencing the [SI] line with the help of CCLBOLD hydrodynamical model atmosphères for the Sun as well as for a few metal-poor G-and F-type stars.

To our knowledge, the first published analysis of the [SI] 1082nm line in the Sun was carried out by Swensson (1968a), who related the transition 3p4 3P2-3p4 !D2 of Si, to a feature with an observed wavelength of 1082.12nm that appeared next to a Cri line at 1082.164nm and a telluric ELO line at 1082.215 nm. This identification was later confirmed by Swensson (1968b). He estimated an EW of 0.35 pm (in Swensson 1968a) and of 0.40 ± 0.05 pm (in Swensson 1968b) in the solar observed intensity spectrum of Delbouille & Roland (1963).

Independently, Swings et al. (1969) identified the 1082nm

[SI] line in improved tracings of the solar spectrum and they published a convincing détection of the solar [SI] line and solar sulphur abundance based on this line. They measured the EW in the two spectra and found 0.32±0.02pm (from the Jungfraujoch solar intensity spectrum) and 0.36 ± 0.03 pm (from the solar scan of Kitt Peak), from which they derived a sulphur abundance of 7.24 and 7.30. respectively, by adopting a log gf of-8.61. Using one-dimensional model atmosphères they predicted an EW of 0.30 pm for the [SI] line at solar dise centre, for an assumed so lar sulphur abundance of 7.21 (Lambert & Warner 1968). This prédiction is in good agreement with their two measurements.

2. Models and atomic data SI is the dominant ionisation stage in the atmosphères considered in this paper. The [SI] line arises from the ground level, so that the abundance of sulphur is fairly directly measured, instead of measuring the abundance from an excited level representing a small fraction of the total population.

For the [SI] line we adopted a laboratory wavelength 1082.1176nm (in air) and a loggf of -8.617

(see http : //physics. nist. gov/PhysRefData/ADS).

Our analysis is based on 3D model atmosphères computed with the COSBOLD code (Wedemeyer et al. 2003).

More details about the models used can be found in Caffau et al. (2007, A&A, submitted). In addition to the CCFBOLD hydrodynamical simulations we used several 1D models. The spectral synthesis codes employed are Linfor3D (see http://www.aip.de/~mst/Linfor3D/ linfor_3D_manual.pdf) for ail models and SYNTHE (Kurucz 2005) for the Holweger-Müller model. The 1D models we used are briefly described hereafter:

1. An "internai 1D" model generated by Linfor3D; this is a 1D atmospheric structure computed by horizontal and temporal averaging of a 3D model structure over surfaces of equal (Rosseland) optical depth. These 1D models provide esti mâtes of the influence of fluctuations around the mean strat ification on the line formation process. Comparing 3D and internai 1D models of this kind is largely independent of arbitrary input parameters, the micro-turbulence being the only free parameter. (Holweger 1967;Holweger & Muller 1974).

A 3D COSBOLD model constitutes a statistical réalisation of the atmospheric flow field over a certain period of time. For spectral synthesis purposes, the State of the flow is sampled at equal intervals in time. We informally refer to a flow sample as a "snapshot". Each snapshot represents the stellar photosphère at a particular instant of time. Besides the 3D model construction as such, 3D spectral synthesis also uses up quite a lot of computer time. The computing time increases linearly with the total number of snapshots Nt. Hence, N{ should be restricted to as small a number as possible, but chosen carefully to obtain a statistically meaningful resuit. We like to emphasise that the strength of a line is usually a less critical feature than its detailed line shape or line shift for which the velocity field plays an important rôle. does not always sample the oscillations at the same phase, which would lead to a bias in the statistical properties of the velocity field controlling line broadening and line shifts. Moreover, we selected our snapshots to ensure that the statistics of the subsample closely followed the statistics of the whole ensemble, e.g., in terms of the resulting effective température and fluctua tions around it.

Table 1 also lists a characteristic timescale tc = Hp/c (Hp:

pressure scale height at rross = 1, c: sound speed), half the (isothermal) acoustic cut-off period. From hydrodynamical mod els spanning a large range in effective température, gravity, and metallicity Svensson & Ludwig (2005) found that the evolutionary timescale of surface granulation roughly scales with tc.

Hence, considering tc one can relate an intrinsic timescale of the atmosphère to the total time (column "time" in Table 1) over which the évolution of a relaxed model was followed.

As is obvious from Table 1, the model with parameters 5770 K/4.44/-2.0 does not fulfil the statistical criteria for the snapshot sélection we outlined before. However, since the line strength does not vary strongly over the évolution of a 3D model we nonetheless felt that we could include this single snapshot model to obtain at least an estimate of the abundance corrections for its atmospheric parameters.

Data

We used two high-resolution, high signal-to-noise ratio, spectra of the centre dise solar intensity. These were that of Neckel & Labs (1984) (hereafter referred to as the "Neckel intensity spectrum") and that of Delbouille, Roland, Brault, & Testerman (1981) (hereafter referred to as the "Delbouille intensity spec trum") http://bass2QQQ.obspm.fr/solar_spect.php);

we further used the solar flux spectrum of Neckel & Labs (1984) and the one from http://kurucz.harvard.edu/sun.html (referred to as the "Kurucz flux spectrum").

Data analysis

To dérivé sulphur abundances in the solar spectra we measured the équivalent width (EW) and in addition fitted the line profiles. EWs were measured using the IRAF task splot and the deblending option, since the spectral range is rather complex.

The EW we obtain in this way takes into account the contribu tion of the fines which fie to the red (Cr I, Fe l and C2) and to the blue (Fe I and C2) of the [SI] fine. For this reason our value is considerably lower than the one found by Swings et al. (1969).

However, since fines with poorly known atomic data crowd the région, we estimate an uncertainty in the EW computation of at least 0.03 pm, which translates into an error in the abundance of 0.05 dex. The fine profile fitting was done using a code, described in Caffau et al. (2005), which performs a^2 minimisa tion of the déviation between synthetic profiles and the observed spectrum. Figure 1 shows the fit of the solar intensities obtained from a grid of synthetic spectra synthesised with SYNTHE and based on the Holweger-Müller model.

The solar sulphur abundance derived from the [SI] fine, A(S)'=7.15 ± (0.01)slat ± (0.05)sys, is in good agreement with the one obtained from the 675 nm triplet in Caffau et al. (2007, A&A, submitted). For the [SI] fine the 3D abundance correction is small in the Sun, and independent of the micro-turbulence.

The solar A(S) obtained from this fine (see Table 2), which is unaffected by 3D corrections and is insensitive to NLTE effects, is believed to be close to the actual solar abundance.

As a theoretical exercise we computed 3D corrections for flux spectra in metal-poor stars. As expected, the [SI] fine is not sensitive to the micro-turbulence, the 3D corrections do not dépend on this parameter. The results are depicted in Fig. 2.

From the plot we can deduce that for solar-metallicity stars the fect is more pronounced in 3D models due to the lowering of the average température at low metallicity. Since the fine emerges from a transition from the ground level, the population of the line's lower level is not very sensitive to the absolute tempéra ture, so that température différences between 3D and 1D models are not so important. However, the température gradients also differ markedly between 3D and 1D models in the line-forming layers. In the weak fine approximation, the fine strength is proportional to the gradient of the (log) source function on the con tinuum optical depth scale, so EWs computed with the 3D model with a steeper température gradient tend to be larger than the ones from a 1D model. In comparison to 1D a lower sulphur abundance is needed in a 3D model to obtain the same équiva lent width of the fine, corresponding to a négative 3D abundance correction.

For metal-poor F-type stars contributions due to horizontal fluctuations (3D-1D internai) are about one third of the overall abundance corrections, while for metal-poor G-type stars this contribution is negligible. Horizontal température fluctuations in metal-poor photosphères are significantly smaller in G-type than in F-type atmosphères. The reason does not fie so much in a dif ferent level of the convective dynamics between the two spectral types. The reason is related to the température attained due to the cooling by convective overshooting. In G-type stars photospheric températures become so low that H2 molecular forma tion sets in. This drives up the spécifie heat, leading to smaller changes of the température in response to pressure disturbances induced by overshooting motions. As évident from Fig. 2, the "démarcation fine", where this effect becomes important, is lo cated around Tck « 6000 K for dwarf stars.

Discussion

Our analysis implies that the [SI] fine constitutes a robust indicator of the sulphur abundance, in spite of the fact that the 4)-(ll) are the A(S) from 1D models, even numbered cols, correspond to f = 1.0 kms'1, odd numbered cols, to £ = 1.0 kms '1. Column (12) is the A(S) from WIDTH code. Column (13) is the A(S) from fitting with a HM grid; Cols. ( 14) and ( 15) are 3D corrections with micro-turbulence of 1.5 and 1.0 kms'1, respectively. For the Sun the 3D abundance corrections are negligible.

For metal-poor stars the full 3D corrections become sizable, the sulphur abundance is lowered by a factor of 1.6, and they are dominated by effects related to the mean température profile, rather than by that of the horizontal fluctuations. Due to the lack of available models we cannot give 3D corrections for slightly metal-poor stars yet, but we intend to do so as soon as we hâve these models at hand.

Introduction

The détermination of the âges of the older stellar populations in the Galaxy is fundamental for constraining its buildup mechanisms and determining the associated timescales. A variety of dating techniques hâve been developed, the majority relying on comparing the colour-magnitude-diagram of a stellar population with theoretical isochrones or "fiducial lines" derived from other observed populations (typically globular clusters).

Long lived unstable isotopes of heavy éléments such as 238U and 232Th provide an independent method of determining stel lar âges. Such éléments are generally produced through neutron capture (specifically rapid neutron capture or r-process) and then decay. Their abundance at the présent time thus provides a di rect estimate of the time passed since they were produced, if their initial abundance can somehow be inferred. This is typi cally accomplished by measuring some other stable element with a common nucleosynthetic origin together with the radioactive element. Europium (Eu) has long been a typical choice, since its abundance relative to the abundance of thorium can be es tablished from r-process enrichment models (see François et al. 1993;Cowan et al. 1999;Ivans et al. 2006). Sneden et al. (2000) used the [Th/Eu] abundance ratio to estimate the âge of the old, metal-poor globular cluster M 15 to 14 ± 3 Gyr. The study was made easier by the fact that M 15 shows strong r-process ele ment enhancement ([Eu/Fe] = 1.15, [Th/Fe] = 0.81, Sneden et al. 2000). Nevertheless, Eu présents some drawbacks as a cosmochronometric reference element: while easily measurable, its atomic mass is substantially different from the one of Th and U. This generally increases uncertainties. In fact, decaying and sta ble reference éléments should both be formed in the same event, which -for heavy n-capture species -can be safely assumed only if the atomic masses of the two éléments are similar. This means in practise that, when a stable reference element is used, it should be as massive as possible. Alternatively, where U is measured, the U/Th ratio can be used since the two hâve very different half-life times. The measurement of U is nevertheless extremely difficult and has been possible only in two metal-poor r-enhanced stars (Cayrel et al. 2001 ;[START_REF] Hill | [END_REF][START_REF] Frebel | [END_REF].

Recently, hafnium (Hf, Z = 72) has been suggested as a suit able stable reference element. The Hf production rate via the r-process is believed to be strictly tied to the one of thorium, so that their abundance ratio is almost constant regardless of the neutron density in the generating Super Novae (SN, Kratz et al. 2007). Hafnium is more massive than Eu (stable Eu isotopes are 151 and 153, while Aw « 178) and can be measured from a set of lines in the blue part of the visual spectrum (the most suitable Article published by EDP Sciences ones being at 391.8 and 409.3 nm) for which accurate transition data hâve been recently measured (Lawler et al. 2007). On the down-side, Hf is believed to be efficiently produced by s-process (about 55% of the meteoritic Hf content in the solar System is believed to hâve been produced by the s-process, see Arlandini et al. 1999). As a conséquence, it can be effectively employed as a référencé only where s-process enrichment can be considered negligible, or if the s-process contribution can be reliably modelled.

Although in principle promising, Hf/Th dating is not free of drawbacks. In the first place an uncertainty of 0.1 dex in [Th/Hf] implies about 4.7 Gyr (see also Ludwig et al. 2008a) uncertainty in the dating. Second, the theoretical prédiction of strong ties between Th and Hf production needs to be verified by observa tions. Third, the applicability of the method to normal (i.e. not r-process enhanced) stars needs some testing: especially Th lines become relatively weak and significant blends can be préjudiciai especially in more metal-rich objects.

With the prospect of using hafnium and thorium for dating purposes, we decided to détermine the solar hafnium and tho rium abundances using hydrodynamical model atmosphères. We anticipate that 3D effects are found to be non-negligible for Th, and mainly due to the convection-induced asymmetry of blending lines.

In the solar spectrum, the measurable lines of Hf are from the singly ionised atom, and are often blended with other photospheric absorption lines. As a conséquence, solar photospheric abundance déterminations are scarce in the literature. Russell ( 1929) determined the photospheric hafnium solar abundance to be 0.90. Recently, Lawler et al. (2007) measured Hf lifetimes for several lines, four of which were used to détermine a solar photo spheric hafnium abundance of0.88±0.08. Andersen et al. (1976) considered nine lines of Hf II (two of which are in common with Lawler et al. 2007) and obtained from a Kitt Peak National Observatory centre-disc spectrum a solar photospheric hafnium abundance of 0.88±0.08. Values of the meteoritic hafnium abun dance cited in literature include: 0.73 ±0.01, Anders & Grevesse (1989); 0.75 ± 0.02 Grevesse & Sauvai (1998); and 0.77 ± 0.04 Lodders (2003).

Thorium is measurable in the Sun from one single line of Th II at 401.9 nm, which is heavily blended. Solar thorium abun dances in literature are very rare. Holweger (1980) derived a Th abundance of 0.16, Anders & Grevesse (1989) report abun dances of 0.12 ± 0.06 from the 401.9nm line due to an unpublished measurement of Grevesse. Lodders (2003) recommends the meteoritic value A (Th) = 0.09 ± 0.04 from Grevesse et al. (1996). The meteoritic value is 0.08 ± 0.02 according to Anders & Grevesse (1989). Rocholl & Jochum (1993) measured 0.0329 Th atoms to 106 Si atoms in carbonaceous chondrites.

Atomic data

The same four Hfll lines with the same log gf as Lawler et al. (2007) hâve been considered (see Table 1). Line parameters for the 401.9nm Th il and blending lines in this range are from del Peloso et al. (2005a).

Models

Our analysis is based on a 3D model atmosphère computed with the CCFBOLD code (Freytag et al. 2002;Wedemeyer et al. 2004). In addition to the CCFBOLD hydrodynamical simulation we use several 1D models. More details about the applied models can be found in Caffau et al. (2007a) and Caffau & Ludwig (2007). As in previous works we call (3D) model (Holweger 1967;[START_REF] Holweger | [END_REF]. The spec trum synthesis code we employ is Linfor3D: for ail models.

The 3D CO^BOLD solar model covers a time interval of 4300 s, represented by 19 snapshots. This time interval should be compared to a characteristic time scale related to convection.

Here we choose the sound Crossing time over one pressure scale height at the surface tc = Hp/c (Hp: pressure scale height at rross = L c: sound speed) which amounts to 17.8 s in the so lar case. Note, that this time scale is not the time over which the convective pattern changes its appearance significantly. This time scale is significantly longer than rc; e.g., Wedemeyer et al. (2004) obtained from simulations an autocorrélation life time of about 120 s for the convection pattern. However, while tc does not measure the life time of the convective pattern as such, it provides a reasonably accurate scaling of its life time with atmospheric parameters (e.g., Svensson & Ludwig 2005). Hence, it can be used for the inter-comparison of different 3D models.

The particular solar model used in this paper has a higher wavelength resolution (12 opacity bins) with respect to the model we used to study the solar phosphores abundance (Caffau et al. 2007b). The basic characteristics of the 3D models we consider in this work can be found in Table 2.

As in our study of sulphur (see Caffau & Ludwig 2007) and phosphores (see Caffau et al. 2007b), we define as "3D cor rection" the différence in the abundance derived from the 3D CCFBOLD model and the IDlhd model, both synthesised with Linfor3D. We consider also the différence in the abundance derived from the 3D C05BOLD model and from the (3D) model.

Since the 3D COsBOLD and (3D) models hâve, by construction, the same mean température structure, this allows us to single out the effects due to the horizontal température fluctuations.

Observational data

The observational data we use consist of two high-resolution, high signal-to-noise ratio spectra of centre dise solar intensity: that of Neckel & Labs (1984, hereafter referred to as the "Neckel Col. ( 4) the number of snapshots Nt considered; Col. ( 5) the time interval covered by the selected snapshots; Col. ( 6) a characteristic timescale tc of the évolution of the granular flow.

intensity spectrum") and that of Delbouille et al. ( 1973, hereafter referred to as the "Delbouille intensity spectrum"3 4). We further (2007) changed the log gf of some lines blending the Hf il lines, but did not make available the values used. In any case, solar log gf values derived from 1D and 3D fitting are not guaranteed to be the same. Our computational power is insufficient at the moment to enable us to fit 3D synthetic spectra to an ob served spectrum by changing the log gf values of various lines.

Consequently, we could not produce solar log gf for the blend ing lines and fit the line profiles with a 3D model grid. Instead of fitting astrophysical solar log gf of the blending features, we introduced blending components in the process of measuring EW.

We thus took advantage of the deblending mode of the IRAF task splot. The corresponding Hf abundance is then derived from the curves of growth computed with Linfor3D for the var ious lines. The results of Lawler et al. (2007) are used as a check for our measurements. The abundances we obtain from the Holweger-Müller (HM) model are in agreement with their measurement. The results for ail spectra and individual lines are presented in Table 3.

We détermine the following hafnium abundances: 0.870 ± 0.038 if we consider only the disc-centre intensity spectra, 0.818 ± 0.005 according to the solar flux spectra, and 0.856 ± 0.040 if we consider both the intensity and the flux spectra. As The (3D) and 1DLhd solar model température structures are similar. The relative contribution to the 3D correction due to dif ferent average température profiles is small. The 3D correction is larger for stronger lines, quite insensitive to micro-turbulence, of the same order of magnitude for flux and intensity, and slightly higher for intensity. Note: Abundances and their uncertainties -if not noted otherwise -are given on the usual logarithmic spectroscopic scale where A(H) = 12.

Column ( 1 Notes: The contribution to the EW of Co and V. according to the 3D simulation, has been subtracted from the EWs in the last two rows (labelled with *). ( 1) identification flag to distinguish disc-centre to flux spectrum results: (3) thorium abundance, A(Th), according to the COsBOLD 3D model; ( 4)-( 6) A(Th) from 1D models, with£. micro-turbulence, of 1.0 km s"1; (7) the uncertainty due to the EW: ( 8)-( 9) 3D corrections; (10) statistical uncertainty of the theoretical EW: (11) corresponding uncertainty in abundance.

Thorium

Singly ionised thorium is the dominant ionisation stage in the solar atmosphère, and thorium is measurable in the Sun only through the 401.9 nm Th il résonance line. Holweger ( 1980) Consequently, we do not measure the contribution in EW due to thorium, but instead use the £Ws measured by Lawler et al. (1990) to obtain A(Th) (see Table 4, first two lines). However, while Lawler et al. (1990) considered only the contribution of Co I to the blend, we consider also the contribution of V II. To do so we computed from the CCPBOLD solar model the EW of the Co I+V II blend, using the atomic data from del Peloso et al. ( 1990). In this manner, we obtained a smaller solar A(Th) (see last two lines of Table 4). The 3D corrections listed in Table 4 are deduced from the EWs alone, and we shall call them in the following "intrinsic" 3D corrections. These are the corrections that would be found if the Th II line were isolated. Since it is instead found in the middle of a rather complex spectral région, other 3D-related effects arise, which are discussed later.

The last two columns of Table 4 provide estimâtes of the statistical uncertainty of the theoretical EW predicted by the 3D model and the associated uncertainty in the thorium abun dance. The 3D model provides only a statistical réalisation of the stellar atmosphère, and is thus subject to limited statistics (see Ludwig et al. 2008b). However, as necessary for a reliable dérivation of abundances these uncertainties are insignificant and only added for completeness.

Since the Th II line lies on the red wing of the stronger Fe i+Ni I blend, one can expect that the line asymmetry of the latter contributes in a non-negligible manner to the measured EW. Up to now it has generally been considered that convective line asymmetries hâve no impact on the derived abundances, which is true, if the line is isolated. Cayrel et al. (2007) hâve demonstrated that such asymmetries are non-negligible for the dérivation of the 6Li/7Li isotopic ratio. From the purely morphological point of view, the case of the Th II résonance line is similar to that of the 6Li I résonance line: a weak line which falls on the red wing of a stronger line, which is asymmetric due to the effects of convection. In order to investigate this effect one has to consider the full line profile and resort to spectrum synthesis.

To gain some insight into the problem we began by comparing synthetic profiles, which included only the Fe I+Ni I blend and the Thll+Col+V II blend, computed from the COsBOLD and IDlhd models. In Fig. 2, the IDlhd Aux profile of the Fe I+Ni I blend has been scaled (since the line strength is dif ferent in 1D and 3D) in order to hâve the same central depth of the 3D profile. The asymmetry of the red wing is obvious. The Note: ( 2)-( 4) results of the fitting: A(Th). shift. and broadening using a 3D grid; ( 5)-( 7) same for 1 Dlhd grid: (8) gives the différence in abundance A(Th)3D-A(Th)1DLHD. On a level of slightly higher sophistication with respect to the above naive argument, we fitted the 3D synthetic profile with a grid of IDlhd synthetic spectra of differing Th abundance. We scaled the 1 Dlhd Fe+Ni blend in order to induce it to hâve the same central residual intensity as the 3D profile. One of the re sults of the fitting is shown in Fig. 3: the 3D profile (black solid line) with A(Th) = 0.09 when fitted with a IDlhd grid (dashed green/grey line) gives a higher abundance A(Th) = 0.171. The use of a (3D> grid leads to an even higher thorium abundance:

A(Th) = 0.227. In the plot the 1 Dlhd Aux profile, with the same abundance as the 3D synthetic spectrum, is shown, as well as the 3D thorium profile. For the disc-centre intensity, with the same procedure as used for flux, the fitting of a 3D profile assuming a thorium abundance of 0.09 with a IDlhd grid implies A(Th) = 0.110, while with a (3D) grid A(Th) = 0.155. The dif férence of the resuit of the fit when using (3D) or 1DLhd grids is due to the superposition of the effect of the line asymmetry and the "intrinsic" 3D corrections (A(Th)3D -A(Th)iD).

The Fe I+Ni I line asymmetry and the 3D corrections act in opposite directions: the line asymmetry produces a higher Â(Th) from 1D analysis, while the 3D correction is positive, thus A (Th) from a 1D analysis is smaller. However, the 3D correction in in tensity is between 3 and 4 times larger than for flux (see Table 4).

In Fig. 4 The results of the fitting are summarised in Table 5. From the table one sees that the total 3D correction, taking into account both fine asymmetry and "intrinsic" 3D correction is from -0.07 to -0.09 dex for the intensity spectra and -0.11 dex for the flux spectra. This différence is expected, given that the "in trinsic" 3D correction, as given in Table 4, is about +0.02 dex for intensity and about +0.005 dex for flux.

It is quite interesting to note that in the case of Th the fine asymmetry implies a total 3D effect which is not only much larger, but also in a different direction, from what would hâve been implied by the "intrinsic" 3D correction. To our knowl edge this is the second time such an effect has been highlighted.

These "total" 3D corrections are only slightly larger than what was estimated above from the fit of the 3D Fe I+Ni I blend plus Th ii+Co I+V II blend, with IDlhd profiles. This suggests that the use of the simpler procedure is still capable of providing the correct order of magnitude for the "total" 3D correction. Finally we point out that, as can be seen from the left hand side of Fig. 4, it is obvious that the IDlhd profiles are unable to provide the correct shape for the Th feature. The shape is reproduced in a much more satisfactory way by the 3D profiles.

We conclude this section by investigating the iron line at 401.9 nm, which is the stronger component of the Fel+Nil blend. The 3D synthetic line shows a strong asymmetry; the dif férence 3D-1D is very pronounced on the red wing if we make an appropriate shift and broadening to the 1D profile so as to over-impose the blue wings of the 3D and 1D synthetic spec tra. While the flux of the 3D synthetic spectrum is shifted to the blue by 0.1 km s-1, the intensity spectra, corresponding to differ ent inclination angles, show a shift ranging from -0.5 km s-1 to +0.15kms-1.

6. The 3D effects for other models.

Hafnium

Beyond the solar model as such we investigated the hydrodynamical effects on some other 3D models of dwarf and subgiant stars (see Table 2). We restricted our investigation to solar or -1.0 metallicity, because for lower metallicity these hafnium fines are no longer measurable in dwarfs. Even the détection at -1.0 metallicity is only possible for the strongest of the hafnium fines, but the two metallicities can be used for interpo lation to intermediate metallicity. We find that 3D and 1D abundances are generally very similar, making the 3D corrections in signifiant for ail models and ail fines we consider.

Hf II is the dominant species of hafnium in the photosphère of these models. Both the 5900 K models predict that at least 3)-( 5) are the A(Hf), according to CCTBOLD 3D. <3D) and IDlhd model: Cols. ( 6)-( 7) are 3D corrections, 3D-<3D) and 3D-1DLHd respectively; Col. ( 8) statistical uncertainty of the theoretical EW: Col. (9) corresponding uncertainty in abundance.

98% of the Hf is ionised. The hotter models foresee an even lower fraction of Hf I. The coolest models at 5000 K predict that at least 75% of the Hf is ionised. The results are similar when considering the (3D) or the IDlhd température profile for the atmosphère.

If we compare the horizontal average température profile of the 3D model to the IDlhd model we can see that they are very similar. There is no pronounced cooling of the 3D atmo sphères relative to IDlhd in radiative equilibrium for the same atmospheric parameters which is known to be prominent in more metal-poor models.

Thorium

As for hafnium and as in the solar case, the "intrinsic" 3D cor rections are small for the other models. The hydrodynamical effects are instead due to the line asymmetry, like in the Sun. When we fit, as we do for the Sun, a 3D flux profile, with meteoritic or scaled meteoritic ^4(Th) for the metal-poor models, with a IDlhd grid we obtain for A(Th) a value higher by 0.08-0.12dex considering the models: 5500 K/3.50/0.0, 5500K/3.50/-1.0 5900 K/4.00/0.0, 5900 K/4.00/-1.0, 5900 K/4.50/0.0, and 5900 K/4.50/-1.0 (see For thorium, as for hafnium, 3D effects on the EWs are less than or comparable to the uncertainties related to the EW measurement, so that they are negligible when determining A(Th).

However, for the solar photospheric thorium détermination the asymmetry of the strong Fei+Nii line blending the 401.9 nm

Th II weak fine implies a non-negligible effect on the derived Th abundance and is in fact the dominant source of the "total" 3D effect. The asymmetry is a hydrodynamical effect, and we find a différence in the A (Th) détermination of about -0. Since the pioneering work of Russell (1929), the study of the Chemical composition of the solar photosphère has been an important topic in astronomy. Russell, measuring the strength of the absorption Unes in the observed solar spectrum, determined the abundance of 56 él éments and six molécules. After the work of Russell many other astronomers analysed the solar spectrum in order to deduce detailed photospheric abundances. In the Asplund et al.

(2009) review on solar abundance, an historical overview is given.

The détermination of photospheric solar abundances is a major topic for many reasons, such as:

• To know the detailed Chemical composition of the solar photosphère, considering this as a représentative draw of the whole Sun. This is not the case due to nuclear burning in the solar core, diffusion, Li, Be, B burning in the envelope. But it is not possible to hâve direct abundance détermination of the solar core, and mostly the solar photosphère is not affected by these effects.

• To compare this composition to the meteoritic abundance analysis.

• To test the models of the solar atmosphère.

• To détermine the oscillator strength of a line from the solar spectrum by assuming a certain abundance.

• To fix a reference abundance for the Chemical analysis of the other stars in the Galaxy, the inter stellar medium, the external galaxies.

We are mainly interested in the fîrst and third points here.

The solar System composition

The solar composition is assumed to be the same in the whole Sun as well as in the solar Sys tem. The différence in composition between the solid material of the solar System, such as the composition of the rocky planets or the asteroids, and of the gaseous planets, and of the Sun itself, are attributed to différences in volatility and condensation température of the élé ments. To consider the Sun homogeneous in the Chemical composition is an approximation.

Since when the Sun, after its formation, moved to the main sequence, nuclear reactions take place in its core, so that in the last 4.5 Gyr the solar core has continuously burned hydrogen to hélium. In this way the solar interior is richer in He than the envelope. But the material of the core is mainly pent, except neutrinos that escapes from the Sun. Changes in Chemical compositions in the solar core hardly affect the photospheric composition.

For éléments which condensate easily, the solar System abundance can be inferred by studying the meteorites falling on the Earth (Lodders et al., 2009). Not ail the meteorites are eligible for analysis détermination. In fact just six of them are used on this purpose. For these éléments the abundance détermination from meteorites and solar photosphère should agréé. For the volatile éléments, which do not completely condensate, the analysis is based on the solar photosphère. The noble gases are not spectroscopically détectable in the solar photosphère. To détermine their abundance one has to rely on corona observations or solar winds.

In the work related to this thesis we were interested both in the solar abundance détermi nation of some éléments, as well as in testing the solar atmosphère C05B0LD model. We investigated volatile éléments such as oxygen, carbon, and nitrogen, as well as éléments well condensed and measured in meteorites, such as thorium.

We studied the CNO abundance for pure interest in their abundances. Oxygen, after hy drogen and hélium, is the most abundant element in the Universe, so that we were interested in its investigation. Carbon and nitrogen are less abundant than oxygen, but still are among the most abundant element in the solar System. We considered phosphorus, hafnium, and europium as an exercise to compare the CCTBOLD model to traditional 1D models. We studied the sulphur lines in the solar spectrum to understand the behaviour of the different sulphur lines, and to be able later to investigate the sulphur abundance in other stars. We in vestigated, in the solar photosphère, the line of Th II at 401.9 nm because we were interested in the effects related to the asymmetry of the line profile.

Advantages when observing the Sun

Due to its vicinity, the Sun permits detailed observations that are not possible for other stars.

It is possible to observe the solar intensity at various positions on the solar dise. What is observed for the other stars is the total flux, i.e. the radiation emitted from the whole disk, that corresponds to the integrated intensity.

The intensity I, i.e. the energy emitted by the star per unit surface, time, wavelength, and solid angle, / = d± .

dA cos 0 dQ dA dî is the same whatever distance from the star we measure it. The energy contribution from a surface area dA, inclined of an angle 0 with respect to the observer, a range in wavelength dA, for a time interval dt, with a solid angle aperture of the instrument dQ, is dE -1 dA cos 6 dQ. dA dt.

However, a star is usually seen as an unresolved point-like source, and, as a conséquence, the energy emitted by a limited surface is not détectable. In contrast the intensity for a resolved source, such as the Sun, the Moon, and the solar planets, can be observed.

In the case an optical instrument can résolve a source, the angle under which the source is seen is larger than the angular resolution of the instrument AE>Res < AE>source. In this case, the actual source (neglecting optical imperfections for the moment) intensity averaged over the resolution element is observed. If the intensity is close to uniform in the région, we can say that the intensity is observed.

If A£>Res > A£2sourcc the object is not resolved and the intensity averaged over the visible surface 7 is observed reduced by the ratio of the angular source size to resolution element

A)bs -I -r A£T AQ Res
From the theory of stellar atmosphères one knows that the radiative flux is related to the intensity averaged over the visible stellar hemisphere according to

F = ni.
In other words, for the unresolved stars we observe in fact a quantity proportional to the radiative flux.

For the Sun one can detect the energy from surfaces located at various positions on the solar dise. The intensity emitted from the centre of the solar dise, the centre-disc intensity, has often been observed. Disc-centre intensity observed spectra of the Sun hâve been widely used for solar abundance déterminations. There are some advantages to look at the disccentre intensity spectrum, with respect to the integrated-disc spectra: the information cornes from deeper atmospheric layers, where the gas is doser to LTE conditions; there is no so lar rotation to be taken into account; the range in the photosphère that disc-centre intensity considers for a line formation is narrower with respect to the range in integrated-disc spec tra. The last point is explained in Fig. 4.1, where contribution functions for the EW of the intensity from nine directions are compared, for a nickel line. Going from centre to limb of the solar dise, the contribution function moves out in the solar photosphère. The location of the line formation in the solar photosphère changes as a function of fi. The integrated-disc flux considers ail these contributions, so that a larger range in the solar photosphère depth is involved. 

Solar abundances of C, N, O

Oxygen, carbon, and nitrogen are, after hydrogen and hélium, the most abundant éléments in the présent Universe. For this reason their abundance is widely investigate inside and outside the Galaxy, in stars and in the interstellar medium. Their abundance in the stellar core influences the CNO cycle.

The energy release of main sequence stars is the resuit of hydrogen burning in the stellar core. Two processes can take place to convert hydrogen into hélium: the proton-proton (pp) chains and the Bethe-Weizsâcker cycle (CNO cycle). In the Sun the majority of the energy (about 99%) cornes from the pp reactions, but in more massive stars the CNO cycle becomes the dominant process for the energy release. The relative importance of the two processes is related to the température, the CNO cycle requiring a higher température (T> 13 x 106 K)

to take place, and it becomes dominant with respect to the pp chains at T> 17 x 106 K. Its energy output rises much faster than the pp chains with increasing température. The CNO energy génération dépends also on the initial abundances of 12C and 14N in the stellar core (M. Stix "The Sun", 2002, Second édition, Springer).

The CNO cycle is composed of a main cycle, the CO cycle, where 12C is used as acatalyst to burn hydrogen. In the secondary cycle the catalyst is 14N. In both cycles the reactions The last reaction of this cycle has a competing reaction, i.e. '"'N interacting with a pro ton can also form 160. In this way that the secondary cycle can take place. This cycle is energetically completely negligible in the Sun.

15N + H^l60 + y + 12.13MeV 160 + H^17F + y + 0.60MeV

17F-> 170 + e++ ve + 2.76MeV nO + H-> 14N+ 4He+1.19MeV
The energy release for any He nucléus produced is 26.732 MeV, as in the pp chains.

As the cycle burns towards equilibrium the number abundance is maintained, but the distribution of metals is altered, meaning that the number of atoms involved in the cycle, carbon + nitrogen + oxygen is maintained, while the number of N increases at the expense of C and O. In equilibrium the distribution of C, N, and O is proportional to the inverse of the rates of the nuclear reactions. The reactions 14N(p, y)150 and 12C(p, y)13N are the slowest in the main cycle. In particular the first, which is the slowest, is responsible for the time request to reach the equilibrium of the cycle; when this reaction is in equilibrium, the complété cycle burns in equilibrium as well. The reaction rate dépends on the température. At higher température the equilibrium is reached faster. For these reasons in a massive star, whose core is hotter than the solar core, the equilibrium of the cycle is reached faster than in the Sun.

The reaction rate of the reaction 12C(p, y)13N (3 x 105 yr) is faster than the conversion of 14N into 150 (3 x 108yr), so that, at the beginning of the CNO cycle, ail the l2C, in the stellar core, is converted into 14N. At equilibrium of the CNO cycle the ratio l2C/13C is around 3.5, and 14N becomes the dominant species.

The rate of energy production between pp chain reactions and CNO cycle dépends strongly on the température, as a conséquence on the stellar mass. In more massive MS stars the CNO cycle is more efficient than the pp chain reactions, while the opposite holds in low mass stars, as the Sun. In the Sun it is known that the CNO cycle has a minor rôle in the energy production, but the exact contribution is not known. First of ail the reactions of the CNO cycle are not as well studied as the pp chains (Fiorentini & Ricci, 2003). Moreover the CNO contribution is related to the solar metallicity. For instance according to Kopylov & Petukhov (2008), considering a constant solar metallicity, assuming Z/X=0.0231 (Grevesse et Sauvai 1998), the contribution in energy of CNO cycle is 0.8%, assuming Z/X=0.02165 (Asplund et al., 2005)this energy contribution is 0.5%.

Both H-burning processes produce neutrinos, and solar neutrinos can be detected on

Earth. The flux of neutrinos reflects the nuclear reaction efficiency, so that if it would be possible to detect and distinguish pp from CNO neutrinos one could obtain the relative en ergy production efficiency of the two H-burning processes. For pp-III reactions the neu trinos from the yS decay of <SB (E" < 15MeV) are détectable (Sudbury Neutrino Observatory SNO, Ontario Canada, SuperKAMIOKANDE) and now the flux (<t>(ve + v/7 + vr)) is known. For the CNO cycle the détectable neutrinos corne from the two decay of 13N (r1/2 = 9.96min, Ey < 1.199MeV) and 150 (r1/2 = 122s, Ev < 1.732MeV). At the mo ment no detector is available for such an experiment, but there are in the last abut five years studies in this direction. Borexino at Gran Sasso (Haxton & Serenelli, 2008)could work on that; SuperKAMIOKANDE does not hâve a high enough sensitivity (Gonzalez- Garcia & Pena-Garay, 2003).

Solar photospheric abundance of spécifie éléments

In this section we will discuss abundance analysis we did on the solar photosphère, for some éléments.

We usually consider the four solar atlases to détermine the photospheric abundance of the Sun:

• (KF) the disc-integrated spectrum based on fifty solar FTS scans taken by James Brault

and Larry Testermann at Kitt Peak between 1981 and 1984; spectral resolving power AA/A is on the order of 300000 and signal to noise ratio around 3 000 (see Kurucz 2005a);

• (NF) the disc-integrated FTS spectrum of Neckel & Labs (1984) observed at Kitt Peak in the 1980s; it is in the range 330nm-1250nm;

• (NI) the disc-centre FTS spectrum of Neckel & Labs (1984);

• (DI) the disc-centre spectra observed at Jungfrauioch and described in Delbouille et al.

( 1973,1981).

Carbon

Carbon is well represented in the solar photosphère. Several ten C i Unes are détectable in the solar spectrum in the range 400-4000 nm. We considered more than fifty lines, investigated them, and compared the available solar atlases. We ended-up with a sélection of 45 lines.

We culled from the sample the heavily blended lines and the lines contaminated by telluric absorption. We présent here some of the lines we kept in our sample and some we discarded.

In ail figures, we plot the solar spectra we consider, in red and black the two disc-integrated spectra of Neckel (Neckel & Labs, 1984) and Kurucz (Kurucz, 2005) respectively; in blue and green the two centre-disc spectra of Neckel and Delbouille (Delbouille et al., 1973(Delbouille et al., , 1981) ) respectively. For clarity, the disc-centre spectra are up-shifted by 0.02.

In Fig. 4.2 two unblended lines also illustrating agreement among observed spectra are shown. Both lines are kept in our sample.

In Fig. 4.3 we consider two ranges in which the solar atlases do not agréé. We hâve reasons to think that these différences can be attributed to weak telluric absorptions. In the upper panel of With these atomic selected C i lines we obtained the photospheric carbon abundance.

We determined the abundance from the EWs, by using Linfor3D CoG based on the so lar CCPBOLD model as well as on 1Dlhd and HM 1D models. Our analysis implies A(C)=8.50 ± 0.11, the quoted error is the dispersion around the mean of 98 independent measurements. Detailed analysis can be found in the submitted paper Caffau et al. (2009). spectra, but it is not visible in the Delbouille spectrum. We considered this latter for the abundance détermination. The 962.0 C i line is heavily blended with a telluric absorption (right panel) so that we discarded this line from our sample.

Figure 4.5: Comparison of the solar atlases for the Ci line at 1180nm. We hâve no explanation for the disagreement between the two disc-centre spectra. In this range the Kurucz disc-integrated spectrum is not available. The new abundances of C, as well as those of other éléments, are in conflict with some solar properties; solar models (Yang & Bi, 2007) and helioseimology (Basu & Antia, 2008;Chaplin & Basu, 2008;Delahaye & Pinsonneault, 2006) cannot be reconciled with the recent révision of solar abundances by Asplund et al. (2005b).

Solar abundances of the light éléments, which hâve the highest cosmic abundance, are particularly important to understand stellar and galactic composition. Besides being the main contributors to the solar metallicity Z, the CNO abundances are useful to study the déplétion in the interstellar (IS) gas. For example the comparison of the C/O ratio in the ISM with that in the solar photosphère will tell us how much C has been locked into dust.

Also the study of diffusion effects in the corona and solar wind requires the use of a photospheric solar abundance as référencé.

Carbon, being a highly volatile element, partly escaped from carbonaceous chondrites, so that the solar System abundance of C relies mainly on the analysis of the photospheric spectrum.

The solar spectrum is rich in atomic C lines as well as in Unes of C-bearing molécules. Due to its high first ionisation potential (11.26eV) In the présent paper we consider only C i atomic transitions to dérivé the photospheric solar abundance.

Sélection of the lines

We use as starting sample the one obtained by combining the lines chosen by Grevesse et al. (1991), Bièmont et al. (1993), Takeda (1994) and Asplund et al. (2005a). This list has been refined by examining the solar atlases and synthetic spectra for each line. We excluded ail lines which were too heavily blended, as judged from the synthetic spectra. We also excluded those for which the atomic/molecular data of the blending components are poorly known. Furthermore, we eliminated lines whenever we suspected a significant contamination from telluric lines, based on the comparison of the observed atlases and synthetic spectra and also inspection of spectra of fast rotating stars to highlight the presence of telluric lines. The final list of our sample of lines is given in Table 2. The lines added by Takeda (1994) hâve ail been rejected.

Most of the lines chosen by Asplund et al. (2005a) are in common either with Grevesse or with Bièmont et al. (1993); the exceptions are three lines at 2290.6565, 3085.4621, and 3406.5790 nm. that we considered. We included the first of them in our list.

The sélection consists of 45 individual lines for which we hâve 98 EW measurements. For the measurement of the EW we used the IRAF'OTody, 1993) task splot. In the case of blended lines we used the deblending option of splot. For the majority of the lines the results we obtain are close to the values of Bièmont et al. (1993), but not for ail. We could compare only the Delbouille centre-disc spectrum, which is the observed data considered in Bièmont et al. (1993) 

Equivalent widths in the literature

Reliable observed EWs are those measured by Grevesse et al. (1991) and by Bièmont et al. (1993) on disc-centre Atlas of Jungfraujoch. The values used by Stürenburg & Holweger (1990) are taken from the EW measures by Baschek & Holweger (1967) which were based on old atlases, and the ones in Asplund et al. (2005a) are the EWs of the synthetic best fit profile.

We compare these most recent experimental EWs with those predicted by Asplund et al. (2005a) who derived the EWs from their 3D model by using their best fit abundances. If we com pare, for the lines in common, the latter to the measurements of Bièmont et al. (1993) we can see that the values in Asplund et al. (2005a) for the centre-disc are lower than the measurements of EWs in observed solar spectra (see Table 1). Bièmont et al. (1993) gave a low weight to both of these lines. For one of them Bièmont et al. (1993) agréé with Asplund et al. (2005a), for the other they are doser to Grevesse et al. (1991).

Ail these cited investigations on the solar carbon abundances, considered one single solar atlas. In fact, as already mentioned in Caffau et al. (2008), the available solar atlases do not always agréé. This could be due to telluric absorption, to variability in solar spectrum, or to sytematic effects on the observations..

Observed spectra

We considered the same four observed solar atlases publicly available that we already used in Caffau et al. (2008), i.e., two FTS Kitt Peak scans, one taken by James Brault and Larry

Testerman (here after Kurucz flux, Kurucz (2005a)), and the Neckel & Labs (1984) (Neckel flux and intensity, Neckel & Labs (1984); Neckel (1999)), and the Delbouille et al. (1973Delbouille et al. ( , 1981) ) atlas (Delbouille intensity). For one line we considered the ATMOS solar atlas (Farmer et al., 1989;Farmer, 1994).

Models

We used the same radiation-hydrodynamical model, computed with the CO^BOLD code (Freytag et al., 2002(Freytag et al., , 2003;;Wedemeyer et al., 2004) used in our previous analyses on so lar abundances. Details on the model can be found in Caffau & Ludwig (2007); Caffau et al. (2008). The same holds for the employed 1D models. As a reference model we used a plane parallel 1D model (IDlhd with mixing-length parameter of 1.0) that shares the micro-physics with CCFBOLD. We also used a 1D model obtained by a temporal and horizontal average on surfaces of equal optical depth ((3D>) and the Holweger-Müller semiempirical model (Holweger, 1967;Holweger & Müller, 1974).

When necessary this was put on a column mass scale, assuming the same abundances and opacities as in the CO^BOLD model.

For the 1D models we adopted the micro-turbulence of 1.0 km disc-centre and disc-integrated spectra. This effect could be due to a NLTE correction on the blending iron line which can be different for disc-centre and disc-integrated spectra.

Permitted lines

The abundances derived from ail the lines hâve been assembled

in Table 2. Atomic data for each line, the measured EWs, de rived abundances using the 3D, (3D), and IDlhd models are provided in the table. From the table it can be appreciated that the 3D corrections defined, as 3D -IDlhd are positive for ail the lines, except for the 477.5907 nm line. The effect of température fluctuations, which may be quantified by the 3D-(3D) correc tion, is never very large, and may be in the same direction as the total 3D correction, or in the opposite direction, depending on the line. Both 3D corrections (3D -1DLHd and 3D-/3D)) increase with EW, but there is no trend with the excitation energy or the wavelength. We do not yet hâve the capability of comput ing the effect of déviations from local thermodynamic equilibrium (NLTE effects) in the 3D synthesis. As a fîrst approxima tion we computed 1D NLTE corrections using the (3D) model as background model. For each line we also computed NLTE corrections with the Kiel code (Steenbock & Holweger, 1984) and a model-atom presented in Stürenburg & Holweger (1990).

We considered three possible choices to take into account the collisions with neutral hydrogen:

1. the généralisation of the Drawin approximation (Drawin, 1969), presented by Steenbock & Holweger (1984), i.e. Su = 1;

2. no effect of collisions with neutral H, i.e. Su = 0; We rather rely on EW for the carbon abundance détermina tion, because a considérable fraction of the lines are blended and the NLTE effects are non negligible. Nevertheless, we think it is useful to compare, the observed spectrum and the 3D synthetic profile, for the cleanest lines. A few examples of comparison between 3D profile and observed solar spectrum are shown in Fig. 1. The agreement is encouraging, but the abundance input to the 3D-synthetic profile to agréé with the observed profile is not always in agreement with the abundance obtained from the EW. This can be due to close by lines, not présent in the 3Dsynthetic profile, NLTE effects that can change the shape of the line profile or adopted damping constants. B y looking at Fig. 1 and Fig. 2 one can compare the behaviour of 3D synthetic profile and the one of HM model, with microturbulence of 1.0km s"1 ,

The HM model can reproduce the observed profiles of the selected clean C t lines, but not as well as the 3D profile.

The carbon abundance

The final carbon abundance dépends only weakly on the assumption made on Su-Applying the NLTE corrections to the 3D re sults, and computing the average of the abundances of Table 2, The results from C05BOLD and HM models are in very good agreement. The carbon abundances from the various lines as a function of wavelength are shown in Fig. 3 for the C05BOLD model, and in Fig. 4 for the HM model.

Discussion

If we consider the EWs, based on Delbouille centre-disc spec tra, of 55 lines in Bièmont et al. (1993) To check the validity of the EW approach. we used line pro file fitting to measure the carbon abundance for two lines which are not blended, are weak, and hâve a very small NLTE cor rection (538.0 nm and 658.7 nm). The resuit is about 0.02 dex A. (nm) A (nm) A (nm) A (nm) Fig. 1. The comparison of the disc-centre solar observed spectrum (dashed Unes, DI for the two reddest lines and NI for the others)

with the 3D synthetic profile (solid lines).

smaller than the one obtained from the EW. For the majority of the selected lines the atomic data of the blending components are not very well known. These blending components are, however, sufticiently separated that EWs can be measured by fitting multiple Gaussian or Voigt profiles. We therefore prefer to use EWs, rather than line profile fitting.

There is a négative trend of the 3D-NLTE abundance with EW for SH = 0.0 and slightly positive one with Sh = 1/3; but this trend is positive and larger for the LTE abundances (see Fig. 5). One could expect that such a trend vanishes for a value of Sh in the range [0,1/3]. The results using the HM model, visible in Fig. 6, show a négative trend of NLTE abundance with EW for SH of 0.0 and 1/3, a positive one for Sh = 1.0, and a positive and larger corrélation for the LTE abundances. This might suggest that it is safer to remove from the selected lines the strongest ones. However, the corrélation EW-A(C)ltf. persists also if we consider only weak lines.

There is no obvious trend of the abundance with the lower level energy for neither NLTE nor LTE results. This can be due to the fact that ail carbon lines we consider are from high excitation levels, and the range in energy is just a little more than 2 eV.

Without available data on collision with hydrogen, one could fix the value of Su by requiring no slope in the plane EW,A(C).

We could then conclude that 0.0 < Sh < 1/3. We prefer to delay this conclusion at when a complété 3D-NLTE computation will be available.

Our carbon abundances are larger than those derived by Allende Prieto et al. (2002) and Asplund et al. (2005a). The dif férence is striking if we consider the [CI] line. We adopt an EW which is about 12% smaller than that of Asplund et al. (2005a), due to the correction for the blending Fei line. The measured EWs are similar. In spite of this, our derived A(C) is 0.11 dex higher than that Asplund et al. (2005a). This must be ascribed to the différence between the C05BOLD solar model + Linfor3D

and the hydrodynamical simulation and spectral-synthesis code employed by Asplund et al. (2005a). The différence between the models (see Figure 1 in Caffau et al. (2008)) affects both the mean température structure and the température fluctuations in the région where the line is formed. This can be appreciated in Fig. 7, which shows that the contribution function for the [CI] line peaks around log r = -1, where the différences between two hydrodynamical simulations are largest. However, the différence in EW goes into the wrong direction.

The différence is similar if we compare the average carbon abundance. From the permitted C i lines Asplund et al. (2005a) dérivé (A(C)) = 8.36 ± 0.03, this value must be compared with our value of 8.446 ±0.121, which correspond to Sh = 0, consis tent with the assumption of Asplund et al. (2005a) with the HM synthetic profile (solid lines). To be consistent with Fig. 1, the synthetic profile is computed with Linfor3D with only Ci line in.

of Bièmont et al. (1993), and therefore smaller than those of Asplund et al. (2005a) ;i i i i i l i i i i l i i i i l i i i i l i i i i l i = 8.50 ± 0.11, corresponding to a weak efficiency of the colli sions with neutral hydrogen atoms. This is the choice we also made in our investigations of the solar abundances of oxygen (Caffau et al., 2008) and nitrogen (Caffau et al., 2009) et al. (2008) and A(Ne)=8.02 (see Caffau et al. 2009 for an explanation of this choice), the solar metallicity is Z = 0.0154 and Z/X = 0.0211. This value is higher than Z = 0.0122 recom mended by Asplund et al. (2005b) and Grevesse et al. (2007) and goes in the direction of reconciling the spectroscopic results

with the constraints from helioseismology.

The fact that different 3D hydrodynamical simulations pro vide significantly different results (of the order of 0.1 dex) is a matter of serious concern. Ail such models, to some extent, still rely on assumptions and approximations and efforts should be devoted to their further development and validation.

Nitrogen

Nitrogen is an abundant element in the Universe. In mass 6% of the solar photosphère is made of nitrogen. This is the reason why we are interested in its abundance in the solar photosphère.

In the study of the solar photospheric abundances we realised that the measurement of the EW in an observed spectrum is not a trivial problem, and this is évident for the lines of nitrogen in the solar spectra. We collected in Table 4.1 the EWs measured by different authors who give the values for the lines used in their work.

Concerning the source of these EWs: Mugglestone (1958) et al. (1973) and Delbouille et al. (1981) atlases and estimated the accuracy of the EWs to be no better than 10 to 20 %. Also Biémont et al. (1990) used the Delbouille et al. (1973) and Delbouille et al. (1981) atlases. Other authors (Takeda, 1994;Rentzsch-Holm, 1996) use the EWs taken from Grevesse et al. (1990).

For the détermination of the photospheric nitrogen abundance, we considered only atomic lines. We considered the EWs of both Biémont et al. (1990) and Grevesse et al. (1990), and computed the nitrogen abundance from synthetic curve of growth of 1D and 3D-CCPBOLD solar models. Our recommended solar nitrogen abundance is A(N)=7.86 ±0.12 where the error bar reflects the line-to-line scatter. The detailed analysis is discussed in Caffau et al. (2009). & Jones, 2003). Analyses of observations of the solar corona also do not provide reliable abundance measurements of these éléments. Several processes affect the solar corona composition, partially changing the abundance of some éléments (Anders & Grevesse, 1989;Grevesse & Sauvai, 2000). The solar nitrogen abundance can be derived reliably only from the photospheric spectrum.

Besides its importance in determining the solar metallicity, nitrogen is an interesting element from a nucleosynthetic point of view. Its main production channel is the CNO cycle, in which it is produced at the expense of C and O. The main astrophysical N production sites remain unclear; AG B stars are good candi dates, in addition to rotating massive stars. Nitrogen is measured in many different objects: hot stars, cool stars, Galactic and extragalactic H ii régions, and Damped Lya Systems at high redshift. For ail of these studies, a good solar reference value is of fundamental importance.

The measurements of heavy element abundances inferred from photospheric solar spectra should agréé with results from helioseismology. Helioseismology can provide a measurement of the solar metallicity in essentially three ways: i) from the depth of the convection zone: this dépends sensitively on the opacity at the base of the convection zone, which in tum is a function of the abundance of heavy éléments (Basu & Antia, 1997); ii) using information from the core: the small-frequency spacings of low-degree modes and their séparation ratios are sen sitive to the mean molecular weight in the core, which can be related to the metallicity of the outer layers (Basu et al., 2007); iii) from the sound speed gradient in the ionisation zone: the depth profile of this quantity can be inferred from helioseismic inver sions, and comparison with the results of theoretical solar struc ture models of different metallicity allows us to place tight constraints on Z (Antia & Basu, 2006). A comprehensive review on helioseismology and solar abundances is given by Basu & Antia (2008) which the reader is referred to for further details. It is remarkable that ail helioseismic methods provide results that are fairly consistent with each other, which infer a higher metallic ity than currently deduced from the analysis of the photospheric spectrum.

In this paper, we détermine the photospheric nitrogen abun dance by using data for atomic fines and the latest CO^BOLD solar model. One of our aims is to combine this resuit with our other solar abundance déterminations to obtain a measure of the solar Z based on the COsBOLD solar model, and to compare this with the Z values inferred by helioseismology.

Nitrogen abundance indicators 2.1. Forbidden lines

The strongest forbidden [N i] fines within the ground configu ration are close to 1040.0 nm and belong to the multiplet 2D°-2P°. [START_REF] Houziaux | [END_REF] claimed to detect these fines in the solar spectrum, although studies by Lambert & Swings (1967) and Swensson (1967) could not confirm these détections. Swensson ( 1967) also demonstrated convincingly that the predicted équiv alent widths are too weak to be détectable in the Jungfraujoch Atlas.

Permitted lines

The permitted N i fines of low excitation potential occur at UV wavelengths, mostly in the 80-120nm range. The atomic Ni fines measurable in the solar spectrum are found in the visual and near IR range, and ail hâve a high excitation potential (Eiow > 10.3 eV), implying that these fines are formed in the deep layers of the photosphère. They are therefore hardly affected by departures from LTE (A A(N) -0.05 dex, Rentzsch-Holm, 1996). In the classical analysis that is based on 1D model atmosphères, these lines hâve the disadvantage of being very sensitive to the température structure of the deep layers, which, for theoretical models, dépends on the treatment of convection and, most significantly, on the choice of the mixing-length parameter (see Fig. 1). In principle, these difficulties are overcome by mod em 3D hydrodynamical simulations, which provide a physically consistent description of convection from first principles.

2.3. Molecular lines Grevesse et al. (1990) illustrated that atomic and molecular fines react in opposite directions to température perturbations, so that on the other hand, synthesising the NH A-X band, used e.g. by Lambert (1978) in the solar spectrum, would require accounting for a large number of fines, both NH fines and blending atomic fines, and the state-of the art version of Linfor3D is unable to handle hundreds of fines. Potential déviations from LTE for the molecular species is another issue that hampers the use of molec ular fines for accurate abundance analysis. For these reasons, we postpone the study of molecular fines harbouring N.

Line sélection

The first sélection of fines was completed by extracting ail the N i fines from the NIST Atomic Spectra Database (NIST ASD Ralchenko, 2005) in the range 400-1200 nm. These fines were then checked by visual inspection in the solar atlases of Delbouille et al. (1973) and Delbouille et al. (1981); the identifi cations were achieved by using the Utrecht spectrum identifica tions (Moore et al., 1966) for the 400-877 nm range, and those by Swensson et al. (1970) for the 900-1200 nm range. According to the NIST ASD, no N i fine is présent in the 877-900 nm range, which is not covered by these identification lists. We also performed a check of the relative fine intensifies with the Moore Multiplet Table (Moore, 1945). The strongest and least blended fines are given in Table 1 with the log gf values, and their qual ifies are taken from the NIST ASD. the CO^BOLD code (Freytag et al., 2002(Freytag et al., , 2003;;Wedemeyer et al., 2004). Some basic information about the setup of this numerical simulation can be found in Caffau et al. (2008), who used the same model to détermine the solar oxygen abundance. A full description of the model, including a critical review of its per formance in reproducing various observational constraints, will be given in Ludwig et al. (2009).

1D reference models

For comparison, we also used several 1D solar models:

1. The semi-empirical Holweger-Müller model (Holweger 1967;Holweger & Müller 1974, hereafter HM); when necessary, this was placed on a mass column-density scale, using the opacity used to produce the CCPBOLD model. snapshots. We refer to this averaged model as (3D).

Line-formation calculations

The 3D spectrum synthesis computations are ail performed with Linfor3D2, which can also compute line formation using as input different type of 1D models. For comparison in the 1 http://wwwuser.oats.inaf.it/castelli/sun/ap00t5777g44377k 1 asp.dat 2 http://www.aip.de/~mst/Linfor3D/linfor_3D_manual.pdf case of 1D models, we also used the SYNTHE code (Kurucz, 1993b(Kurucz, , 2005b) ) in its Linux version (Sbordone et al., 2004;Sbordone, 2005) in calculating synthetic spectra. The advantage of SYNTHE over Linfor3D is that it can easily treat hundreds of thousands of lines, while the présent version of Linfor3D is limited to a few tens of lines.

Observational data

Investigations of solar abundances found in the literature usually provide detailed discussions about both the accuracy of the adopted model atmosphères and the related uncertainties in the derived abundances. However, the accuracy of the observational data is often not taken into considération, since, typically, solar abundance déterminations rely on a single observed spectrum.

Différences between high quality solar spectra

In our study of the solar oxygen abundance (Caffau et al., 2008), we noted that different high quality solar spectra exhibit différ ences that were larger than expected from their high S/N ratios.

To investigate the problem related to the différences between the solar atlases in the case of nitrogen, we checked four selected lines. From this non-exhaustive analysis, we conclude, as we did for other éléments, that for some, but not ail, lines, the solar at lases disagree. This is the case for one of four nitrogen lines that we considered as illustrated in Fig. 2. The presence of telluric absorption might explain this différence. However, by analysing spectra of rapidly rotating hot stars, there is no evidence of any telluric contamination, but the day-time sky can exhibit absorp tion that is undetectable at night-time. An indisputable reason for the différences still needs to be identified. We strongly believe that the astronomical community needs a new high-quality solar atlas.

Comparison of different EW measurements

Inspection of the literature often reveals that even the measurement of équivalent widths (EWs) from one and the same ob served spectrum is less straightforward than what could be ex pected. Different authors use different approaches and measure different équivalent widths. A recent example is the comparison of our EWs for oxygen (Caffau et al., 2008) with those of Asplund et al. (2004). A long-running debate about the solar iron abundance has in part been driven by différences in the EWs (see for example Holweger et al., 1995, and references therein).

For the nitrogen, the EW measurements differ also between dif ferent works. Comparing the measurements of the EWs of two authoritative works such as Grevesse et al. (1990) and Biémont et al. (1990), we conclude that there is good agreement for our selected lines of nitrogen. The authors measure similar values without any systematic différences being évident.

Data used in this study

In our analysis, we used the EWs of Grevesse et al. (1990) and Biémont et al. (1990), which are in excellent agreement.

For a few selected lines, we derived in addition the nitro gen abundance from detailed line profile fitting (see Fig. 5). For this purpose, we used the two centre-disc intensity atlases (the "Delbouille" atlas, i.e., Delbouille et al. 1973, Delbouille et al. 1981, and the "Neckel" intensity atlas, Neckel & Labs 1984), as well as the two solar flux atlases (the "Kurucz" solar flux atlas Kurucz 2005a and the "Neckel" solar flux atlas Neckel & Labs 1984). Further details about these atlases can be found in the aforementioned references and Caffau et al. (2008).

NLTE computations

The nitrogen lines considered in our analysis are weak and form deep inside the solar photosphère (see Fig. 1, showing the EW contribution function for one of the nitrogen lines). From these facts, we do not expect that these lines are very sensitive to departures from Local Thermodynamic Equilibrium (LTE). In her analysis of the statistical equilibrium of nitrogen in the Sun, Rentzsch-Holm (1996) inferred that the déviations from LTE are small and négative, on average about -0.05 dex. In this paper, we confirm this resuit.

1D NLTE corrections

Since the nitrogen lines form at the same photospheric depth range in both 3D and 1D (<3D), 1DLHd) models (see contribu tion functions in Fig. 1), this infers that 3D granulation effects do not play a fundamental rôle. Since the contribution functions for 3D and 1D models are similar, it follows that the computed EWs are also similar, implying that the 3D corrections are small.

Without a code capable of solving the full 3D-NLTE problem for nitrogen, we resort to 1D-NLTE calculations.

We computed the departures from LTE for the (3D) and HM models, using the Kiel code (Steenbock & Holweger, 1984),

with the model atom of Rentzsch-Holm (1996). The Kiel code uses a généralisation of the Drawin (1969) formalism to take into account excitation and ionisation of the nitrogen atoms by inelastic collisions with neutral hydrogen atoms. A scaling factor, Sh, permits to reduce the efficiency of these collisions (Sh < 1), to switch them off (Sh = 0), or to consider them "in toto" (Sh = 1). Consistent with the Kiel group and in line with Rentzsch-Holm (1996), we favour Sh = 1/3, even though we computed NLTE corrections in addition for Sh = 0 and SH = 1.

In Fig. 3, the departure coefficients of the atomic levels relevant to the selected lines (see Table 1) are shown for the <3D) model.

The NLTE corrections obtained from the (3D) and the HM model are given in The variations in the NLTE-corrections are small, even for the lower excitation Unes, for which the différence between the extreme groups is less than 0.05 dex. We therefore expect that the results we obtained using the (3D) model will not disagree by more than 0.03 dex with the results of a full 3D-NLTE com putation.

6. Nitrogen abundance déterminations 6.1. LTE abundance from selected lines

The following abundance analysis is based on a subsample of Unes given in Table 1. We determined individual LTE nitro gen abundances, A(N)Lte using the 3D, (3D), IDlhd, and HM model, respectively, and the équivalent width measurements by Grevesse et al. ( 1990) and Biémont et al. ( 1990) where available.

The results are given in Table 2. In this Table and in the others following, we indicate the abundances to three décimal places, following the prescription of [START_REF] Bevington | Data réduction and error analy sis for the physical sciences[END_REF] of retaining one more significant digit than dictated by the error.

For nitrogen Unes, which are forined in the deep photosphère, the 3D correction, defined as A(N)3D-A(N)idU!D, column (13), is small, in the range -0.024 -0.008 dex. The "granulation abundance correction", A(N)3d-A(N)<3d>, (indicated in Col. (12) of Table 2), which measures the influence of horizontal fluctua tions, is somewhat larger, and négative for ail the Unes. We reported similar behaviour for the Oi 615.8 nm Une in previous work (see Caffau et al. 2008).

Line-profile fitting

We selected four clean and not too weak lines from the set of Unes in Table 1 (746.8 nm, 821.6 nm, 868.3 nm, and 1011.4 nm) for which we fitted the Une profile for ail the four observed at lases (two fluxes and two centre-disc intensifies), using 1D mod els with SYNTHE as a Une formation code. We discarded the Une at 1011.4 nm for which we could not obtain a reliable fit; the abundance that we derived from this Une was also too high to be consistent with those found for other Unes, although we note that the four different spectra consistently indicated the same (high)

abundance. The Une list used in the profile fitting of this Une appears to be incomplète. Nevertheless, we décidé to retain this Une in the abundance détermination inferred from the EWs, because there it is consistent with the other values, indicating that the Une décomposition method used to détermine EW is reliable.

The A(N) derived from the Une at 821.6 nm in the four dif ferent spectra exhibits a scatter of 0.050 dex, when considering the (3D)-NLTE abundance, which is considerably larger than the scatter found for the other two Unes. The différence between the A(N) derived from the two disc-integrated spectra is about 0.06 dex, while the A(N) from the two centre-disc spectra differ by about 0.13 dex. Neither the two disc-integrated spectra nor the two centre-disc spectra do agréé (see Fig. 2). The différence in EW is of the order of 15%. This is much larger than expected from the high S/N ratio of the spectra.

The Une fitting results are given in Table 3. An example of the excellent agreement achieved in the Une fitting using the HM model, is shown in Fig. 5.

The différences between the nitrogen abundance from both the fitting procedure and by matching the measured EWs can be explained by the influence of blending components, which are accounted for in different ways in the line-fitting approach and in the EW method, respectively. The different codes used may also be responsible for part of the différence.

Since the majority of the nitrogen Unes are blended, weak, or both, the line-fitting approach is, in principle, more appropriate.

However, Une fitting with 3D spectra can become a tedious task, and we therefore prefer to rely on équivalent width measure ments. We believe that we cannot achieve superior measurement of the EWs than the careful works by Grevesse et al. (1990) and Biémont et al. (1990). In principle, we could also measure the EWs in data from the other atlases, but our above Une fitting exercise implies that this would introduce an additional scatter Table 2. A(N)lte from selected N i Unes with EWs from the literature using Linfor3D Notes: Col.s with G are from Grevesse et al. (1990), with B are from Biémont et al. (1990). Col. ( 1) is the wavelength; col.s ( 2)-( 3) the EWs;

À EW A(N)3D A(N)(3D> A(N)1Dlhd A(N)hm 3D-(3D) 3D-1Dijid(u'mi.t-1 -0) (nm) (pm) dex dex G B G B G B G B G B (1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (H) (12) (13 
col.s ( 4)-(l 1) A(N) from 3D, (3D), 1DLhd, and HM model, col.s ( 12)-( 13) two different 3D corrections. of the order of at most approximately 0.03 dex, due to the différ ences between atlases. As we shall see, this is much less than the scatter derived from the different Unes. Our final choice is therefore to dérivé A(N) from the EWs from Grevesse et al. (1990) and Biémont et al. (1990), using both 3D and 1D models.

As a consistency check, we also compared the 3D profiles with the observed spectra, as shown for one example in Fig. 6.

The agreement is in general good, given that the blending line visible in the observed spectrum were not considered in the synthetic 3D profile.

3D-NLTE abundance

Table 4 provides the NLTE corrections for both the (3D) and the HM models. Our final 3D-NLTE nitrogen abundance is obtained by averaging the 12 individual 3D-NLTE abundances (Col. ( 2)+Col. ( 4)), with equal weight. The individual as well as 2) is the wavelength; col.s ( 3)-( 5) the A(N)lte from line fitting with HM, ATLAS9, and (3D) model; col. ( 6) is the A(N)ni_te for the (3D) model, obtained by adding the NLTE-correction computed with SH = 1/3 to the abundances given in column (5).

the averaged NLTE-corrections are given in Col.s ( 4), ( 5), and ( 6), respectively. The resuit is:

A(N) = 7.85 ± 0.12 for SH = 0 A(N) = 7.86 ±0.12 for SH-1/3 (1) 
A(N) = 7.87 + 0.12 for SH = 1

With the EWs from Biémont et al. (1990), A(N) remains the same while the scatter is reduced to 0.06 dex. Since the scatter is insensitive to the choice of Su due to these Unes being formed at similar depths in the solar photosphère and having similar, and, in any case, small, NLTE corrections.

Table 4. A(N)Lte and AA(N)nlte from selected N i lines with disc-centre EWs from the literature obtained with Linfor3D and Kiel code for NLTE computations. Notes: Col.s with G are from Grevesse et al. (1990), with B are from Biémont et al. (1990). Col. ( 1) is the wavelength; col.s ( 2)-( 3) A(N) from 3D model, col.s ( 4)-( 6) the corresponding NLTE corrections for SH = 1/3, 1, 0, respectively; col.s ( 7)-( 8) A(N) from HM model; col.s ( 9)-(l 1) the corresponding NLTE corrections for Su = 1/3, 1, 0, respectively. A décisive point in favour of using 3D hydrodynamical models (or a semi-empirical model) is that there is no need to invoke mixing-length theory. Ail the nitrogen lines used in our abundance détermination arise from transitions between levels of high excitation energy, so that they are formed deep in the so lar photosphère, in the range -1 < logr < +1, and hence are sensitive to the choice of the mixing-length parameter in classical 1D models. A change of ^°in the value of the mixing-length parameter of 1.0 that we adopt, produces a change in the abun dance with the lDuii) model of on average dex. The "gran ulation abundance correction", A(N)3d-A(N)<3d), is always nég ative, « -0.05 dex on average, in agreement with the results of Steffen & Holweger (2002). The total 3D correction, defined as A(N)3D-A(N)iDLHD(ûrMLT = 1-0) is only slightly négative for most of the considered lines. Therefore, the 3D model provides a slightly smaller abundance (by « -0.01 dex) than the 1D| hd model.

d (nm) A(N)3Dlte AA(N)nlte <3D> A(N)HMLTE AA(N)nlte HM O G B 1/3 1 0 G B 1/3 JII 1 0 G) (2) (3) (4) (5) (6) (7) (8) (9) (10) 
The NLTE effects for the analysed lines are small and néga tive, so that A(N)ete > A(N)NLte-The average NLTE correction, for Su = 1 /3, is about -0.03 dex.

Estimating the solar metallicity

Our favoured values for the solar nitrogen abundance, A(N)=7.86, and the solar oxygen abundance, A(0)=8.76 (Caffau et al., 2008), imply a révision of the solar metallicity Z. The two other éléments important to the détermination of the solar metallicity (in terms of fractional mass) are néon and car bon.

Néon is not measurable in the spectrum of the solar pho tosphère. The usual procedure is to measure the ratio Ne/O in the solar corona, and assume this value to be the same as in the photosphère. We may consider Ne/O=0.15 (Asplund et al. , 2005) or Ne/O=0.18 (Grevesse & Sauvai, 1998) The situation is summarised in Table 5, where our A(N) and A(O) are used with ail possible combinations of A(Ne) and A(C)

to provide Z and Z/X. The metallicity Z spans the range 0.0146 to 0.0167, while Z/X spans the range 0.0199 to 0.0228. Ail these values are considerably higher than the values recommended by Asplund et al. (2005) (Z = 0.0122 and Z/X = 0.0165), and the increase is mainly driven by our higher oxygen abundance, although the adopted values of N, C, and Ne also play a rôle.

Metallicity from helioseismology

This upward révision alleviates the tension between photo spheric abundances and helioseismic data, and the two may essentially agréé. Using the solar relative composition of Asplund et al. (2005) and OP opacities, Basu & Antia (2008) inferred from the depth of the convection zone that Z/X = 0.0218 ± 0.0008, although the computation should be repeated with our solar composition, but we note that this value is already within the range of the Z/X in Table 5. Using the Asplund et al. (2005) solar composition and one of their test models, Chaplin et al.

(2007) derived Z = 0.0161 ± 0.00008 from low-degree modes, again in the range of values of Table 5. Using the more exten sive set of models obtained from a Monte Carlo simulation, Chaplin et al. (2007) inferred values of between Z = 0.0187 and Z = 0.0239. These values are definitely higher than any of the values in Table 5. From the solar sound-speed profile, Antia & Basu (2006) dérivé Z = 0.0172 ± 0.002. Again, this value is higher than any value in Table 5, even though it is within 2cr of the highest value in the table.

Conclusions

Our recommended value of the solar nitrogen abundance is A(N)=7.86 ±0.12, which takes into account 3D effects and dé viations from LTE. This value is between the value inferred by In the course of our analysis, we found considérable différ ences between the various solar spectral atlases, introducing additional uncertainties in the abundances derived from individual

Unes. The disagreement is by far larger than what can be attributed to the noise in the spectra. This fact has been pointed out already in our previous solar abundance studies. We believe that the quality of the available solar spectral atlases, which date back 30 or more years, should be improved by making use of up-to-date technology.

Our most robust estimate of the solar Z is obtained by adopting the abundances of Grevesse & Sauvai (1998) for ail élé ments except for oxygen, nitrogen, and néon, for which we take our own abundances, A(0)=8.76, A(N)=7,86, and A(Ne)=8.02.

The latter results from the ratio Ne/O=0.18 given by Grevesse & Sauvai (1998), combined with our oxygen abundance. In this way, the resulting solar metallicity is Z = 0.0156 and Z/X = 0.0213, respectively.

Pending a new détermination of the solar C abundance, we can say that our new results for N and O represent a significant step in forward reconciling photospheric abundances with helio seismic constraints on Z.

Acknowledgements. EC, HGL and PB acknowledge support from EU contract Images of the Sun reveal a very complex surface struc ture, which is referred to as granulation, and may be understood as the signature of the convective motions in the photosphère. Traditional static 1D model pho tosphères ignore ail this complex phenomenology. In the last ten years hydrodynamical simulations of stellar photosphères hâve considerably improved and are now at the stage that they can be compared realistically against observations. This class of models (here and after referred to as "3D models") is physically better motivated, although computationally considerably more demanding, than traditional static 1D models. For the Sun, the comparison of présent 3D models with observations shows encouraging agreement (e.g. Fig ure 1). The application of 3D models for abundance work is a largely unexplored territory, but promising work is in progress not only for the Sun but also for other solar-type stars. We began concentrating on Chem ical abundance déterminations based on the analysis of high resolution spectra and the use of 3D models.

The solar abundances clearly occupy a prominent place in this project, since we are able to obtain spectra of very high resolution and S/N ratio for the Sun. The pioneering works in this field by Allende Prieto et al. (2001) and Asplund et al. (2004) hâve led to a substantial downward révision of the solar metallicity, which implies an awkward tension with the helioseismic mea surements (see Basu & Antia 2008, and référencés therein).

It is thus not unsurprising that we start our investigation by a reassessment of the abundances of the main contributors to the solar metallicity, Z, i.e. oxygen, nitro gen and carbon. The présent contribution reports on a redetermination of the solar nitrogen abundance based on atomic Unes.

In Asplund et al. (2005), among other éléments, the solar abundance of nitrogen was also considered, based on a 3D model. Unfortunately not much infor mation was given as to which lines are used, oscillator strengths and other details of the analysis. Both molecular and atomic lines were considered, giving an abundance which is 7.73 ± 0.05 and 7.85 ± 0.08, respectively (including NLTE-corrections).

Models and line formation codes

Our analysis is mainly based on a 3D model computed with the CO^BOLD code (Freytag et al. 2002(Freytag et al. , 2003;;Wedemeyer et al. 2004). Some basic information on the setup of this numerical simulation can be found in Caffau et al. (2008), who used the same solar model to détermine the solar oxygen abundance. We just point out the basic différences between the new approach us ing 3D models and the old approach using 1D models: while 1D models describe a time-independent, hydrostatic atmosphère, a 3D model is the resuit of solving numerically the time-dependent hydrodynamic équations together with the équation of radiation transport. For any instant of time ("snapshot" in 3D-jargon) the 3D models give the physical quantities on a 3D mesh of points in the photosphère. This allows a more realistic description of the atmosphère (see Figure 1), since both The 3D spectrum synthesis computations are ail performed with Linfor3D2, whichcan alsocompute line formation using different kinds of 1D models as input. For comparison, in the case of 1D models we also used the WIDTH code for calculating équivalent widths (Kurucz 1993a(Kurucz , 2005b;;Castelli 2005;Sbordone 2005) and the SYNTHE code in its Linux version (Kurucz 1993b(Kurucz , 2005b;;Sbordone et al. 2004;Sbordone 2005) for calculating synthetic spectra.

Line sélection, atomic and observational data

In the literature one can find different choices for the log gf values (see Table 1). We decided in favour of the NIST data, first of ail because, in this database both computed and measured values are critically examined;

second because ail éléments ara available, and third to be consistent with the other papers we produced on photospheric solar abundances.

Our chosen line list and oscillator strengths are given in Table 2.

Results from the line profile fitting using different solar atlases

We also derived the nitrogen abundance from line pro file fitting for few selected lines.We did this exercice for comparing the abundance derived from the four high resolution, high S/N, solar atlases available, the two centre-disc intensity atlases (the "Delbouille" atlas, i.e. Delbouille et al. 1973 andDelbouille et al. 1981 and the "Neckel" intensity atlas, Neckel & Labs 1984) as well as the two solar flux atlases (the "Kurucz" solar flux atlas, Kurucz 2005a and the "Neckel" solar flux atlas, Neckel & Labs 1984). From previous investi gations of the solar observed spectra (see Caffau et al. 2008) we know that these atlases do not always agréé.

In Figure 2 we can see that the two centre-disk solar atlases are not in agreement for the line at 2821.6 nm.

The solar nitrogen abundance could be deduced from line profile fitting, but the twelve selected nitrogen fines are blended with molecular and atomic transitions. We are not sure of the oscillator strength of the blending fines and we do not hâve NLTE computations for these blending components. But for comparing the results from the four solar atlases this is not a problem. The four fines we chose are the cleanest, although also for these fines blends or close-by fines are évident (see Fig ure 3). For this reason, being this one only a compara tive analysis, we performed this exercise only with 1D 2http://www.aip.de/~mst/Linfor3D/lLnfor_3D_manual.pdf With the ATLAS, HM, and (3D) solar models as input to SYNTHE, changing the nitrogen abundance, we computed three different grids of synthetic spectra. The fitting code, described in Caffau et al. 2005, is based on a X2 minimisation, and for this purpose uses the MI NUIT procedure. 

NLTE computations

The emergent flux dépends on the LTE assumption. This is a good approximation for lines forming deeply in the photosphère, where the density is high. In fact LTE is valid if the photon mean free path is shorter than the distance over which matter température varies significantly. The photon mean free path dépends on the probability for the photon to be thermalized, hence on the rate of the collisions between the absorbing atoms and électrons or hydrogen. This rate increases with matter density.

Since we do not yet hâve a code able to solve the NLTE problem for nitrogen in the case of a 3D model, we computed the departures from LTE for the <3D) and 2) is the wavelength; col.s ( 3)-( 5) the A(N)LTE from line profile fitting with HM, ATLAS9, and (3D) model. respectively; col. ( 6) average values of the three fines for each atlas, using the model indicated in the last fine of each block.

the HM model using the Kiel code (Steenbock & Holweger 1984), with the model atom of Rentzsch-Holm (1996). To take into account excitation and ionisation of the nitrogen atoms by inelastic collisions with neutral hydrogen atoms, the Kiel code uses a généralisation of the formalism found in Drawin (1969). This formalism introduces a scaling factor, SH, that permits to modify the efficiency of collisions with hydrogen atoms (0 < Su < 1). Currently we do not know which value of the scaling factor is the correct one, and therefore decided to compute the NLTE-corrections for the two ex trême cases (Su = 0 and Sh = 1), and an intermediate value largely used in the Kiel community, Sh = 1/3.

It could well be that each nitrogen transition we considered, actually require a different value of SH. Since, in any case, the NLTE-corrections are small, we shall consider this differential effect as negligible.

We considered the effects of the horizontal tempér ature fluctuations on the NLTE-correction. The proce dure we used is similar to the one that Aufdenberg et al. (2005) used to estimate the effects of horizontal température inhomogeneities. We ordered the emerging flux as a function of température. We divided in 12 bins in increasing température and produced hori- zontally and time-averaged models. We computed the NLTE corrections for these twelve average models.

X (nm) X (nm)
From the results of this 1D-NLTE computation for each fine we found that the NLTE-corrections are small and not exceeding -0.05 dex. Regarding the effects of the horizontal température inhomogeneities, we found that fines with lower excitation energy are more sen sitive than fines with higher excitation energy that are formed deep in the photosphère. But these effects are small for our sample of nitrogen fines, since ail of them hâve high excitation potential (cf. Table 2). From Fig ure 4 we can see that the horizontal variation of the NLTE corrections is 0.05 dex at most. For this reason we expect that a full 3D-NLTE computation would not differ from our 1D-NLTE calculation by more than 0.03 dex.

Nitrogen abundance

Our final 3D-NLTE nitrogen abundance is obtained by averaging the individual 3D-NLTE abundances of each fine with equal weight. These abundances are obtained Table 4: A(N)lte-A(N)nlte> and 3D-corrections for selected N i lines with EWs from the literature using 1990), with B are from Biémont et al. (1990). Col. ( 1) is the wavelength;

Linfor3D A EW A(N)lte 3D A(N)nlte 3D A(N)nlte 3D A(N)NLte 3D 3D-(3D> 3D-1Dlhd(û'mlt-1-0) (nm) (pm) Sh = 1/3 Sh = 1 Sh = 0 dex dex G B G B G B G B G B 0) (2) (3) (4) (5) (6) (7) (8) (9) 
col.s ( 2)-( 3) the EWs; col.s ( 4)-( 5) A(N)LTE from 3D model; col.s ( 6)-(l 1 ) A(N)nlte from 3D model for various values of Sh; col.s ( 12)-( 13) two different 3D-corrections. with the spectrum synthesis code Linfor3D (see Table 4). In the same table we show the total 3D-corrections (defined as A(N)3d-A(N)iDlhd) and the granulation cor rection (defined as A(N)3D-A(N)<3d>) foreach line. The latter corrections (col. ( 12)) are négative for ail lines, indicating that the horizontal température fluctuations systematically strengthen the (high-excitation) lines. The total 3D-corrections (col. ( 13)) are systematically more positive, because the IDlhd model produces slightly stronger lines than the (3D) model. The 3D-corrections are of the same order of magnitude as the NLTE-corrections.

Our final resuit for the solar photospheric nitrogen abundance is:

A(N) = 7.85 ±0.12 for SH= 0 A(N) = 7.86 ± 0.12 for SH= 1/3

A(N) = 7.87 ±0.12 for SH= 1

If only the EWs from Biémont et al. (1990) are considered, A(N) is the same while the scatter is reduced to 0.06 dex.

Discussion

In theory, the same nitrogen abundance should be derived from each line. In practice, this is not the case due to uncertainties in the analysis, related to the following éléments: the model atmosphère, the log gfvalues and the EWs. The results discussed in the following refer to the 3DNLTe model, assuming SH = 1/3.

Conceming the log g/values and referring to Table 2, one could select only lines with the Q value equal to B+ and consider the abundances derived only from these lines. From the results of Table 4 we find that selecting only lines with Q = B+ does not reduce the scatter (both for results from the 3D and the HM model) and the mean value becomes A(N)=1.$>3 dex, very close to our recommended value, /4(A0=7.86dex.

The EWs of Biémont et al. (1990) are slightly dif ferent from that of Grevesse et al. (1990) by 1 to 6 per cent at most. This is an indication that these EWs are reliable. A possible way to try to decrease the scatter is to select the lines for which we hâve the EWs both from Grevesse et al. (1990) and Biémont et al. (1990). Since both the two authors chose these lines, we can con sider this subset more reliable. We find that the mean value does not change, while the scatter for the nitrogen abundance from Grevesse et al. (1990) decreases to 0.07 dex. A different possibility is to take the four lines, namely the lines 821.6nm, 871.8nm, 1011.2nm and 1011.4nm for which EWs of the previous authors differ by less than three percent. This agreement may be taken to imply that the EWs of these lines are more reliable than the others. The results from this subset are A(N)=1.&$> ± 0.06 with EWs of Grevesse et al. (1990) and A(A0=7.89±0.06 with EWs of Biémont et al. (1990).

From this subset, it can be reasonable to discard the line at 1011.4 nm. In fact we could not obtain a good fit for this line and the correspondent abundance was too high if compared with the fitting results of the other three lines (see Section 3). This behaviour is the same for each model and each atlas we used. The nitrogen abundance we obtain from these three lines is A(N) = 7.86 ± 0.05 dex with EWs of Grevesse et al. (1990), and A(N) = 7.87 ± 0.05 dex with EWs of Biémont et al. (1990). With this sélection the scatter is further decreased for both sets of EWs.

We conclude from this exercise that the mean ni trogen abundances given above are robust against ex clusion of the lines which hâve either the more uncertain log g/values or exclusion of the lines for which we consider the EWs to be less reliable.

Our preferred value for the solar nitrogen abun dance is A(A0=7.86±O. 12, assuming the NLTE-correction with 5 u = 1 /3. The indicated error represents the lineto-line scatter and does not include any uncertainty in the log g/values.

Oxygen

Oxygen is the main product of Type II supernovae and is the most abundant element after hydrogen and hélium in the Universe. For this reason its abundance has been extensively studied in the Galaxy and beyond.

Because of its high cosmic abundance oxygen is one of the major contributors to the internai opacity of matter at solar-like Chemical composition. It also plays a spécial rôle, together with nitrogen and carbon, in the energy production in the Sun. This implies that the solar oxygen abundance has a direct impact on the internai structure and evolutionary behaviour of the Sun. A solar model with reduced abundance of CNO éléments has lower central density and opacity Watson & Guzik (2006) and thus evolves more slowly than a model with higher abundances. In the late évolution of the Sun, the CNO cycle becomes the main source of energy, and a reduced abundance of these éléments together with the lower central densities implies a higher central burning température for the Sun.

Much effort has been devoted to the spectroscopic détermination of the photospheric oxygen abundance without having led to a convergence on a definite value. As pointed above this has repercussions on solar and stellar physics.

Oxygen is not easily measurable in the solar matter. Fist of ail oxygen was incompletely condensed during the cooling of the proto-solar nebula, being a rather volatile element, so that the meteoritic abundance can only give a lower limit to its abundance. As a conséquence, the only way to obtain a solar oxygen reference is to look at the solar photospheric oxygen abundance. In a spectrum of the solar photosphère one can find absorption lines of atomic and molecular transitions. In spite of being such an abundant element, oxygen in the stellar photosphère spectra provides few atomic lines, while many molecular lines of OH and CO are visible in the solar spectrum. In principle, the abundance détermination from atomic and molecular lines should give the same resuit. But the molecular formation is very température sensitive (see Holweger 2001), so that the température structure of the solar model employed influences strongly the abundance détermination from molecular lines, and for this reason we prefer to rely on atomic lines. CO molécules hâve also the disadvantage, when used for abundance détermination, that the C abundance must be known. This is not the case for OH. But the analysis of OH molecular lines introduces an other problem, O i is the dominant species, while OH is a trace constituent. On top of that, NLTE computation can be performed for oxygen atomic transitions, because an oxygen model-atom is available; while very few investigations hâve been done on NLTE molecular line formation, and the very few available are still quite simplistic (Garcia Pérez et al., 2006).

The solar oxygen abundance has undergone several major downward révisions over the years, starting from the value of Lambert (1978), A(0)=8.92. The influential review of Anders& Grevesse (1989) still provided a value which was near to this measurement (A(0)= 8.93 ± 0.035), but nine years later it underwent a downward update by 0.1 dex

Grevesse & Sauvai (1998), then was subject to another downward révision by almost 0.1 dex due to Holweger (2001), and finally was lowered again down to the extremely low value of A(0)=8.66 recommended by Asplund et al. (2004). However, the recent resuit of (A(0)=8.84, Ayres, T. R. 2008), based on CO infrared lines, is in counter-trend.

We got into the dispute on the oxygen abundance, and, by using our CO^BOLD solar model, we determined our value from ten atomic lines. Our estimate is A(0)= 8.76 ± 0.07.

The detailed analysis is discussed in Caffau et al. (2008).

Introduction

Oxygen is the most abundant element after hydrogen and hélium and is the main product of type II supernovae. In the studies of Chemical abundances in stars and in interstellar and intergalactic matter, it is common to use the solar or solar System abundances as a reference. Unlike many other éléments, oxygen is volatile and is therefore incompletely condensed in meteorites, where it is présent in the form of oxides. As a conséquence, the only available reference is the solar photospheric oxygen abundance.

In spite of its high cosmic abundance, there are not many atomic oxygen lines that are suitable for spectroscopic abun dance déterminations. Oxygen in the solar photosphère is mainly présent in the neutral State. The permitted résonance and lowexcitation energy lines lie in the vacuum ultraviolet, many at wavelength shortward of the Lyman break. High-resolution spectra of the Sun at these wavelengths are not available.

However, even if they were available, the line blending and * This paper is dedicated to the memory of Hartmut Holweger.

heavy saturation of most of these lines would make them unsuitable for abundance measurements. In the optical or near infrared range, there are only a few OI lines that can be used; however, ail the permitted lines are of high excitation and many of these are blended. There are three forbidden lines that arise from the ground State or very low lying levels, which, however, are very weak, and they are ail more or less blended with other atomic or molecular lines. This makes the détermination of the solar oxygen abundance a rather complex matter that requires spécial care.

Because of its high cosmic abundance, oxygen is one of the major contributors to the internai opacity of matter at solar-like Chemical composition. It also plays a spécial rôle, together with nitrogen and carbon, in the energy production in the Sun. This implies that the solar oxygen abundance has a direct impact on the internai structure and evolutionary behaviour of the Sun. A solar model with reduced abundance of CNO éléments has lower central density and opacity (Watson & Guzik 2006) and thus evolves more slowly than a model with higher abundances. In the late évolution of the Sun, the CNO cycle becomes the main source of energy, and a reduced abundance of these éléments, together with the lower central densities, implies a higher cen tral burning température for the Sun.

The oscillatory properties of the Sun are strongly dépendent on the métal content. In fact, the use of helioseismic data has been suggested for deriving Z (Antia & Basu 2006).

The solar oxygen abundance has undergone several major downward révisions over the years, starting from the value of Lambert (1978) The very low abundance advocated by Asplund et al. (2004), together with the downward révision of the solar abundances of ail the other éléments by Asplund and collaborators (Asplund et al. 2005, and references therein), has created serious problems for solar models to explain the helioseismic data (Bahcall et al. 2005a,b;Guzik et al. 2006).

So far, the only three analyses of the solar oxygen abundance that take the effects of photospheric inhomogeneities (granula tion effects) into account are those of Holweger (2001), Allende Prieto et al. (2001 ), andAsplund et al. (2004). The recommended oxygen abundances differ by almost 0.1 dex. According to our analysis based on 3D COsBOLD solar models, the granulation effects do not lead to a systematic lowering of the oxygen abun dance. The 3D corrections we find are small and, for the majority of the lines, positive.

We présent here a new and independent détermination of the solar oxygen abundance, with particular emphasis on a latest génération 3D COSBOLD solar model, which, we believe, helps in understanding possible underlying systematic errors in the modelling of the solar photosphère. The line-by-line analysis is presented with full details in the next sections. However, the paper is organised in such a way that the reader not interested in such details may skip directly to the discussion and conclusions in Sect. 6.

Atomic data

The atomic data on oxygen lines is reviewed in detail in Sect. 2.1

of Asplund et al. (2004, hereafter A04). For the lines in common we adopt the same data, and we refer the reader to that paper for further details. In addition to the atomic lines used by A04

we make use of two IR lines: the 1316nm line, for which we adopt the log gf of Biémont et al. (1991), and the 1130 nm line, for which we use the NIST value of log gf -0.076, the same value used by Holweger (2001). The adopted atomic data are summarised in Table 1.

For the collisional broadening constants log (yô/Mi) given in Table 1, we paid particular attention in our 3D spectrum synthesis computations to the Van der Waals broadening of the oxygen lines to obtain as realistic line profiles as possible. While this | A(X) = \og(N\/N\i) + 12.

2 http://www.astro.uu.se/~bf/cobold/index.html broadening process is important for the strength of strong lines it also plays a rôle for the shape of weak lines. From that per spective we deemed appropriate to provide the actual values that we employed. Whenever available we preferred Van der Waals broadening constants obtained from the theory of Anstee & O'Mara (1995), Barklem & O'Mara (1997), Barklem et al. (1998a), and summarised in Barklem et al. (1998b). Hereafter, we collectively refer to the description as the "ABO theory".

ABO theory predicts a slightly different température dependence of the broadening effects than does classical theory. It is customary to give the broadening constants for a Maxwellian (relative) velocity distribution at 104 K. We did not implement the ABO theory in our 3D spectrum synthesis code, but instead opted to ignore the slight différences in the température dependences and to choose a reference température of 5500 K at which we évalu ât ed the broadening constants from ABO theory. This ensures that our classical implémentation provided the ABO value at this température. The reference température was chosen as characteristic of the lower photospheric layers of the Sun. This is the reason we give the broadening constants in a non-standard fashion with reference to 5500 K in Table 1.

Altematively, we computed Van der Waals broadening constants from the approximation implemented in the Kurucz routine WIDTH (see Ryan 1998). In short, the WIDTH approx imation is the following: Ce = (ae* 2)/h(45 -S)/Z, where S is the number of électrons in the ion under considération and Z is the nuclear charge (for neutral oxygen S = 8 and Z = 8). Then ye/^H = 17Cg/5u3/5, where v is the average relative velocity of the atom with respect to the perturber (Gray 2005, Eq. (11.28)).

The results are listed in Table 1.

Codes and atmospheric models

Our analysis is based on a time-dependent 3D hydrodynamical model of the solar photosphère, as well as on a number of stan dard 1D hydrostatic models. The 3D model was computed with the COsBOLD code (Freytag et al. 2002(Freytag et al. ,2003;;Wedemeyer et al. 2004). An overview of the numerics, aspects of the methodology of its application, and basic validity tests can be found in Ludwig et al. (2008). The 3D model used has a box size of 5.6 x 5.6 x 2.27 Mm3 and a resolution of 140 x 140 x 150 grid points, and it spans a range in optical depth of about -6.7 < logrROSS < 5.5.

The multi-group opacifies used by COSBOLD are based on monochromatic opacities stemming from the MARCS stellar at mosphère package (Gustafsson et al. 2007(Gustafsson et al. , 2003) ) ity groups (Nordlund 1982;Ludwig 1992;Ludwig et al. 1994;Vôgler 2004). The solar COsBOLD model applied here uses twelve bins; to our knowledge, this is the highest wavelength resolution hitherto applied in a 3D stellar atmosphère model.

The équation of State takes the ionisation of hydrogen and hélium into considération, as well as the formation of H? molécules according to Saha-Boltzmann statistics. It ignores the ionisation of the metals, which is of minor importance (< 1 %) for the bulk thermodynamic properties. Relevant thermodynamic quantities -in particular gas pressure and température -are tabulated as a function of gas density and internai energy. To ensure accuracy in higher dérivatives (like the adiabatic sound speed)

analytical first dérivatives are tabulated as well.

The tabulated EOS is only used for the computation of the bulk thermodynamic quantities (like gas pressure, température, sound speed, spécifie heats) needed in the hydrodynamical sim ulations. The électron pressure is not relevant in this context.

In contrast, for the post facto spectrum synthesis from selected snapshots, a précisé calculation of the électron pressure is impor tant. A more detailed LTE EOS, including the formation of Hã nd the multiple ionisation of ail individual metals, is employed for this purpose.

We emphasise that our finally obtained oxygen abundance is not used to alter the 3D model atmosphère consistently. Besides the substantial computational efforts, we believe that the feed back would be very small, in particular since oxygen is not a significant électron contributor. We tested the feedback in the température gradient and becomes gradually cooler than the HM model. Towards lower optical depth, the COSBOLD model be comes increasingly cooler than the HM model, while the A04 model approaches the HM stratification due to the different mean température gradients of the models. In any case, both hydrody namical models stay systematically cooler than the HM model.

In the higher photosphère (logr < -2), the COSBOLD model exhibits larger température fluctuations than the A04 model.

It is unclear which of the 3D models provides the better rep résentation of the solar photosphère. Nonetheless, we think the différences seen in Fig. 1 provide an estimate of the systematic uncertainties that are présent in the current génération of hydro dynamical model atmosphères.

As a reference we also used several 1D LTE plane parallel solar model atmosphères:

1. an ATLAS model computed by Fiorella Castelli with ver sion 9 of the ATLAS code and the solar abundances of Asplund et al. (2005). With respect to other ATLAS solar models, this has been computed with an opacity distribution function explicitly computed for the solar Chemical compo sition of Asplund et al. (2005), a micro-turbulent velocity of 1 km s"1, and a mixing-length parameter otmlt = 1 -25; 2. a solar MARCS model3 4 5, also computed for a micro-turbulent velocity of 1 kms'1, but with û'mlt = 1.5 (Gustafsson et al. 2003(Gustafsson et al. , 2007)); Following Magain (1986), the contribution function isdefined such that intégration over logr,i gives the line équivalent width.

1.0 and 1.5 km s-1. We use this model as a reference for differential 1D-3D comparison.

The spectrum synthesis on the 3D models is done with Linfor3D.

A detailed LTE équation of State was employed to provide the électron pressure and the number density of ail individual atoms and ions. One limitation of the current version of Linfor3D is that it cannot handle a large number of lines; furthermore, even if it could, the computational effort would be prohibitive. We used Linfor3D to compute 3D, as well as 1D, synthetic spectra, for direct comparison to the hydro-model. For the 1D synthesis we also used SYNTHE (Kurucz 1993b(Kurucz , 2005b) ) in its Linux version (Sbordone et al. 2004;Sbordone 2005), which has no limitation in the number of lines and therefore allows including a large number (-1000 for a range of 1 nm) of atomic and molecular lines to take the blending of very weak lines into account in great detail. In addition, we employed WIDTH (Kurucz 1993a(Kurucz , 2005b;;Castelli 2005;Sbordone 2005) to dérivé 1D abundances directly from measured équivalent widths.

The global effect produced by many weak lines is similar to that of an additional continuous opacity. In principle it is pos sible to do an appropriate "re-normalisation" of the spectrum and compare this to a synthetic spectrum computed without in cluding these very weak lines. We tested this procedure with 1D

synthetic spectra and found it to be acceptable, at least as a first approximation, introducing errors in the derived abundance of less than 0.01 dex. Therefore our approach has been to use this technique for the 3D analysis, keeping only a minimal number of lines (n < 10) in the computation.

Departures from LTE are non-negligible for several permitted OI lines, most noticeably for the 777 nm triplet. At présent our 3D-NLTE line formation code by Steffen & Cayrel (see Cayrel et al. 2007) is not capable of treating oxygen, and we defer full 3D-NLTE computations to a future paper. However, in the case of OI lines, 1D computations should yield a reliable estimate of departures from LTE. In fact the line forma tion range in the solar photosphère is very similar in 3D and 1 D|,hd models, respectively, for the oxygen triplet (see Fig. 2), and also for the other infrared oxygen lines. This is not necessarily valid for other éléments and other stellar models. For instance, 3D-NLTE and 1D-NLTE contribution functions of the The similarity between NLTE corrections computed in 1D and 3D is confirmed by the results in Table 2 of A04. We sus pect that the two corrections would hâve been even doser if the authors had used a model with the mean température structure of their 3D model as a background model for their 1 D-NLTE computations.

For the présent paper we decided to compute 1 D-NLTE cor rections based on the <3D) model (rather than on 1DLhd) and to use the Kiel code (Steenbock & Holweger 1984), together with the oxygen model atom described in Paunzen et al. (1999). We also compared our NLTE corrections with those computed by Holweger (2001 ) and A04.

Observational data

There are several high-resolution, high signal-to-noise ratio (S/N) spectra both of the solar flux and of the disc-centre intensity, and we decided to make use of ail of them. The choice of using more than one solar atlas stems the fact that, even if S /N is very high for solar spectra, the abundances obtained from differ ent spectra do not always agréé within one cr, highlighting the existence of systematic différences, which are not fully understood.

1. the data we refer to as "Kurucz flux" spectrum is based on fifty solar FTS scans taken by James Brault and Larry

Testerman at Kitt Peak between 1981 and 1984, with a spec tral resol ving power A/A4 of the order of 300 000 and an S /N of around 3000, both varying from range to range. Further details can be found in Kurucz (2005a);

2. the "Neckel flux" and "Neckel intensity" spectra refer to the Neckel & Labs (1984) absolutely calibrated FTS spectra ob tained at Kitt Peak in the 1980s, covering the range 330 nm to 1250nm for full-disc and disc-centre, respectively (see also Neckel 1999). The spectral purity (A4) ranges from 0.4 pm at 330 nm to 2 pm at 1250 nm (825 000 > A/AA > 625 000) ; et al. (1981), is also available; this spectrum covers the range from lOOOnm to 5400 nm. In the following we refer to both atlases, for brevity, as the "Delbouille intensity"; 6 http://bass2®08.obspm.fr/solar_spect.php 4. Wallace et al. (1996) présent disc-centre intensity FTS spectra obtained at Kitt Peak by Pierce (1964). We refer to this data as the "Wallace Intensity"; It is not the purpose of the présent paper to investigate the convective shifts of oxygen lines. What we did want to do was point out the systematic différences in absolute wavelengths be tween the various solar atlases. This makes it mandatory to leave the wavelength shift as a free parameter when performing lineprofile fitting.

Data analysis

To dérivé oxygen abundances, we measured the équivalent width (EW) of the oxygen lines and, when possible, fitted the line pro file. EWs were computed by direct numerical (trapezoidal) inté gration or by intégration of a fitted Gaussian or Voigt profile, using the IRAF task splot. The results are summarised in Table 3.

Ail line profile fitting was performed through^2 minimisa tion using the code described in Caffau et al. (2005). Besides the oxygen abundance, the level of the continuum and a wavelength shift were also left as free parameters in the fitting procedure.

For 1D models, the macro turbulence has to be fixed a priori.

The whole line profile or only a selected range can be fitted, as was done, for example, for the 926 nm line because of the prés ence of a residual of a telluric line in one of the wings. We adopted the following strategy. For the transitions for which the broadening data were available from ABO we computed the log ye, according to the ABO theory; when not available, we used the WIDTH approximation that is the one also used inside the SYNTHE code. We point out that, contrary to naive expecta tions, the broadening effect is not completely negligible for weak lines, as also pointed out by Ryan ( 1998) Since the emphasis of this work is on the 3D analysis, we analysed ail the observed spectra with COsBOLD+Linfor3D. For comparison we considered the 1D computations for EW s for ail the observed spectra, but we mostly limited the 1D line-profile fitting to the Kurucz flux, when available, or to the Delbouille intensity.

As in Caffau & Ludwig (2007), we defined the "3D cor rections" as the différence A(0)3d -A(0)idlhd, because the 3D effect is best captured when comparing the 3D and the IDi.hd models (which share the same input physics) and using the same line formation code, Linfor3D. The resulting "3D corrections" dépend on the choice of both the mixing-length parameter, «mlt, and the micro-turbulence parameter, £, necessary for defining the 1D model. The micro-turbulence is only important for the stronger lines, in our case the triplet lines. In this study we considered two values of the micro-turbulence, £ = 1.0 and 1.5 km s"1 (see Table 3). Apart from the triplet lines, the dif For completeness, we also provide différences using other 1D models, either with Linfor3D or with SYNTHE. We point out, however, that these différences also dépend on code spécifie to the C05BOLD 3D model. Columns ( 5)-( 10): A(O) from 1D models. odd numbered columns correspond to a micro-turbulence £ of l.Okms"', even numbered columns to £ = 1.5 km s-1. Columns ( 11)-( 14): 3D corrections, even numbered columns for £ = 1.0 km s"1, and odd numbered columns for 1.5 km s"1, respectively. disparities such as different opacities, partition functions, radia tive transfer schemes, etc, and thus serve mainly to illustrate the magnitude of systematic modelling uncertainties. Holweger 1990Holweger , 1991)), mainly based on the unpublished work of Steenbock. In the présent paper we présent NLTE corrections for Sh = 0,1/3,1 and discuss the implications.

Error estimâtes

We here consider the possible errors that affect the analysis of the oxygen abundance in each line. We will take the following ereors into account for each line: "log gf error", "broadening theory error", "blending error", "NLTE correction error", "statistical error".

1. The "log gf error": the uncertainty of log gf translates directly into an error of the oxygen abundance. Since Storey & Zeippen (2000) do not report an error estimate of log gf for the two forbidden fines, we considered as the error in log gf the différence between the value given by Storey & Zeippen (2000) and the value used by Lambert (1978), which has been widely used prior to the Storey & Zeippen (2000) computations. For the other oxygen fines, we used the error of the /-value as listed in the NIST Atomic Spectra Database .

2. The "broadening theory error": in our analysis we applied, whenever possible, the ABO broadening theory. However, for some fines the use of the WIDTH approximation would resuit in a different abundance. We therefore consider the différence in the derived abundance using the two different broadening théories as an upper limit of the uncertainty associated with the broadening theory itself.

3. The "blending error": some oxygen fines are blended with other fines, either stellar or telluric. Uncertainties in the atomic data of the blending line(s), as well as uncertainties in the abundances of the involved species, introduce additional errors that propagate to the final oxygen abundance. In some cases, the presence of a neighbouring fine, influencing the wings of the oxygen fine in question, can produce an un certainty in the placement of the continuum. This is the case, e.g., for the 844 nm fine. These two kinds of uncertainties associated with blending were considered together. The error due to uncertain continuum placement, which itself is caused by blends in the fine wings, has been estimated through successive trials, identifying the "highest acceptable" and "lowest acceptable" continuum level. There is clearly some degree of subjectivity in this estimate. However, we were unable to devise a more objective approach. An uncertainty 7 http://physics.nist.gov/PhysRefData/ASD/index.html, Ralchenko (2005).

is introduced when the telluric absorption is subtracted from the spectrum.

4. The "NLTE correction error": the choice on the value to assign to the H-atom collision scaling factor, S h, changes the NLTE correction. As the related uncertainty we use the dif férence in the (logarithmic) NLTE abundance correction be tween S -0 and S = 1/3.

5.

The "statistical error": is simply the standard déviation of the abundances derived from the different observed spectra.

The error related to the S/N, estimated from the Cayrel formula (Cayrel 1988), is completely negligible in comparison to the er rors listed above. The différences between different solar atlases cannot be due to the random noise in the spectra, which is very low for ail the data considered here, but must be related to some undetected systematic effects.

The uncertainties are summarised in Table 4. The column "total error" of this table considers the global uncertainty that we attribute to each fine. This value is the quadratic sum of ail the uncertainties. The error related to the NLTE computations is not included in Table 4 because it is considered as a systematic error. Details of the derived NLTE corrections are instead listed in Table 5.

Detailed analysis of individual transitions

In this section we give the details of the analysis of each of the considered transitions. The results are summarised in Tables 3 and4. Initially, we also considered the 557 nm forbidden fine, but discarded it because both the Delbouille intensity and the Kurucz flux show an asymmetry in the fine profile, caused by the presence of C2 fines, as pointed out by Lambert (1978).

Unfortunately the molecular data for these C2 fines is still not of sufficient quality to allow a refiable synthesis of the profile.

[Ol] 630 nm

This weak fine (see Fig. 3) arises from the ground level and is immune to departures from LTE, so it has always been consid ered a primary indicator of the photospheric oxygen abundance.

However, it is blended with an Ni I fine and fies next to two stronger fines/ whose wings can influence the EW of the oxygen fine if not taken into account properly. In Fig. 4 the contribution of nickel is compared to the blend [O l]+Ni I according to a 3D synthetic spectrum.

The blending nickel fine exhibits a complex isotopic struc ture (see Table 2). The two main components are 38NiI and 60Ni 1, with an isotopic ratio of 0.38 and A of 630.0335 nm and 630.0355 nm, respectively (see Bensby et al. 2004). Each component of the nickel blend is assumed to hâve log gf = -2.11 (Johansson et al. 2003). The two other even isotopic compo nents, 62Ni I and MNi I, can be inserted in the fine list as well, even if this does not change the fine shape significantly, assuming that their shift with respect to the other even components has the same value as the shift between 58Ni I and 60Ni 1 (about 0.002 nm, see Rosberg et al. 1993). Rosberget al. (1993) studied the isotope splitting of the even components of Ni II and showed that the splitting is équidistant for any of the even components of Ni II they studied. We assume the same behaviourfor Ni I. We adopted A(Ni) = 6.25 (Grevesse & Sauvai 1998) and consider it as a fixed parameter in the oxygen abundance détermination. The second and third columns are the LTE abundance using the CCf'BOLD 3D and HM model. respectively. The last column indicates whether a flux (F) or intensity (/) measurement was used. The observed solar spectra were renormalised in order to remove the Silicon and iron contributions, and the EW of the observed spectra were computed with the program splot. The oxygen abundances obtained from the curve-of-growth com puted with Linfor3D are reported in Table 3. Note that the abun dance obtained from HM+Linfor3D is only slightly higher by mean température structures rather than by horizontal tempéra ture fluctuations.

We disagree on the sign of the 3D-1D correction for this line with what was previously found by A04, whose results imply a 3D correction A(0)3d -A(0)idmarc's of -0.04 dex for the flux, while we find a value of +0.03 dex (see above). Our 3D correc tion for this line is about +0.05 dex for the flux and +0.07 dex for the intensity spectra. The influence of the micro-turbulence is completely negligible for this line.

From this line, fixing A(Ni) = 6.25, the 3D oxygen abun dance is 8.679 ± 0.014 if we consider ail four spectra. If we consider only the two flux spectra A(0)3d = 8.681 ± 0.019, and A(0)3d = 8.676 ± 0.014 from the two disc-centre spectra.

Fiîting the line profile of the solar intensity and flux spectra with a CO<'BOLD+Linfor3D grid of synthetic spectra, we obtain an oxygen abundance which perfectly agréés with the results from the EWs (Table 3) within 0.01 dex (see Fig. 5). Since this oxygen line is blended with the neutral nickel line, a possible approach is to use a multi parameter fit, with oxygen and nickel abundance, wavelength shift, and continuum level as free parameters. We attempted this, but the resuit was not satisfactory because wavelength shift and nickel abundance turned out to be closely correlated parameters, thus producing a range of degenerate solutions for the best fit. However, if the wave length scale can be established by other methods, the degeneracy is removed and both the nickel and the oxygen abundance can be found from line fitting (see Ayres 2008, and Sect. 6 below).

Since an error in the parameters of the nickel line introduces an error of the oxygen abundance, we computed two additional Our adopted oxygen abundance for this line cornes from the average value of the four observed spectra, and it is A(O) = 8.68± (0.014)sta, ± (0.15)syst (see Table 4 for details). The systematic error is the quadratic sum of the log gf error and the error related to blends and uncertainties in the continuum placement.

The error due to the broadening theory is completely negligible for this line, being of the order of 10"4dex. The final resuit is A(O) = 8.68 ± 0.15.

[Ol] 636 nm

This line lies on the red wing of a Cal auto-ionisation line (see Fig. 6). Several CN lines are présent in the range. For C and N abundances we adopted 8.39 and 7.80, respectively. Their contribution to the EW of the [OI] 636 line, according to our ATLAS±SYNTHE synthesis, is 0.05 pm in flux and 0.03 pm in intensity. With a C05BOLD±Linfor3D synthetic spectrum, the CN molécules happen to corne out stronger by 20% with respect to the 1D ATLAS±SYNTHE resuit. This implies a différence of only 0.002 dex in the derived oxygen abundance, which is far from being able to explain the 0.1 dex différence between the oxygen abundance provided by this line (see below) and that of the 630 nm forbidden line (see Table 3). 3. Our oxygen abundance for this line relies therefore only on the EW approach.

We point out that the three spectra observed from Kitt Peak (Neckel and Kurucz) imply a higher oxygen abundance than the one observed from the Jungfraujoch (Delbouille). Moreover, for the [OI] 630 nm line there is also a différence between the two intensities: in the Neckel intensity spectrum the line is stronger than in the Delbouille spectrum, even if the effect is less évident.

We considered the hypothesis that the différence in height above sea level of the two sites could hâve induced a higher telluric contribution in the spectra taken at the site of lower élévation.

But since there is no evidence of a telluric contribution from the inspection of spectra taken at different air mass, we discarded this hypothesis. More likely, the différences in the spectra might be related to different levels of solar activity at the time of the respective observations (cf. Livingston et al. 2007). The fact that the oxygen abundance derived from the two forbidden lines clearly does not agréé is disturbing. Obviously, deficiencies in the solar model atmosphères cannot be responsible.

In fact, 3D and HM show a similar discrepancy (see Table 3).

Presumably, the problem is related to our imperfect knowledge of the blend line contributions. A possible solution is offered by the work of Ayres (2008).

Our adopted oxygen abundance for this line, taking ail the measurements into account, is 8.78 ± (0.05)stai ± (0.12)syst, which is A(O) = 8.78 ± 0.12 (see Table 4 for details).

Ol 615 nm

These lines of Mult. 10 lie in a very complex spectral région (see Fig. 7), close to a rather strong iron line and in the range of many CN lines, which make the continuum placement problematic. The EW was measured using the de-blending capability of splot, with which we accounted for the presence of the neighbouring Fe I line. The EW is very sensitive to the place ment of the continuum. The oxygen abundance is then obtained from matching this EW with the 3D curve-of-growth. Our adopted LTE oxygen abundance for this line is 8.63 for the disc-centre spectra and 8.64 for the flux spectra. For both disc-centre and flux we estimate a global systematic error of 0.21 dex, while the statistical error is 0.01 for flux and 0.03 for intensity (see Table 4 for details). We neglect any possible error related to the molecular data because we think they are included in the error associated with the continuum level placement.

The IDlhd results overestimate the oxygen abundance by about +0.03 dex (flux); in other words, the 3D correction is nég ative, -0.03 dex. Only for this line do we find a négative 3D correction, and this is a conséquence of the effect of horizon tal température fluctuations, 3D-(3D), being appréciable only in this case. This, in tum, is a conséquence of the high excitation potential of this line, which implies that it forms in the deep pho tosphère and is highly sensitive to température fluctuations.

Using the Holweger-Müller model, the oxygen abundance is even 0.14 dex higher than the 3D resuit. For comparison, the corresponding abundance différence is 0.12 dex for ATLAS+WIDTH, and 0.06 dex for MARCS+WIDTH. This resuit is consistent with those based on EW measurements as reported above.

The abundance derived from this line is uncertain because the continuum placement is difficult and the atomic parameters of the blend lines in the range are not well known. We note that Holweger (2001) 3 it is évident that the LTE oxygen abundance obtained from C05BOLD+Linfor3D for the three lines is greater for the fluxes than for the intensities, which is consistent with the fact that NLTE corrections are greater for flux than for intensity (see Table 5).

The 3D correction (expected to be similar in LTE and NLTE) is about +0.05 dex for flux and +0.10dex for intensity (assuming a micro-turbulence £ = 1.0 km s-1). ATLAS+WIDTH implies the same abundances as COsBOLD+Linfor3D, while the abundances using the MARCS model are 0.06 dex lower.

Therefore we conclude, as for that of the forbidden lines, that the direction of our 3D correction is opposite to what is found by A04 using the MARCS solar model as the 1D reference:

while we find A(3D)-A(1DMarcs) = +0.06, they find A(3D)-M1 Dmarcs) = -0.06.

Since the lines are on the saturation part of the curve-ofgrowth, they are sensitive to the micro-turbulence £ adopted in the 1D analysis. The différence due to a change from 1.0 km s"1 to 1.5 km s-1 produces a différence of-0.04 dex (for 777.1 nm)in both <3D) and IDlhd models.

The fit of the line profile is problematic. The shape of the line is affected by NLTE effects (A04), so even the C05BOLD+Linfor3D LTE synthetic spectra cannot reproduce the shape of the observed line very well, which is narrower than the synthetic spectra. For this reason our abundance analysis for these lines relies on EWs and not on line profile fitting.

Our adopted LTE oxygen abundances for the three lines of the triplet as obtained by matching the measured EWs with the 3D curve-of-growth are the following (see Tables 3 and4 From disc-centre intensity spectra:

A (O) = 8.93 ±(0.01 )sta, ± (0.12)syst, A(0) = 8.88 ±(0.02)stat± (0.1 l)syst, A(O) = 8.88 ± (0.01)stat ± (0.10)syst.

Ol 844 nm

This line (see Fig. 10) is blended mainly by an iron line for which the atomic data are not well known. Also in this case we tried to divide the observed spectrum by a 1D ATLAS+SYNTHE synthetic one. The spectrum obtained, should only contain oxygen, has a shape that does not agréé with the COsBOLD+Linfor3D synthetic line profile on the blue side, where the Fe I blend line lies, but the agreement is good on the red side.

A de-blending EW computation is not always stable, however our "de-blended" EW provides an oxygen abundance in the range 8.80 to 8.84, depending on the observed spectrum considered. That an over-plot of the observed spectrum, "as is" with the C05BOLD+Linfor3D synthetic spectra suggests a value of 8.86 for the oxygen abundance and suggests that a fit with the C05BOLD+l_infor3D grid avoiding the blue wing gives A(0) = 8.80, indicates that our EW is nevertheless useful for the abundance détermination (see Table 3). The 3D correc tion is +0.03 dex for flux and +0.07 dex for disc-centre intensity (£ = 1.0 km s-1).

Using a 1D ATLAS+SYNTHE grid, we fitted both the ob served Kurucz flux spectrum "as is" and the "divided-out" spec trum containing only the oxygen line (obtained by dividing by a synthetic spectrum of only the blend fines), and obtained A(0) = 8.79 and 8.73, respectively. Using a 1D HM+SYNTHE grid in the same way, we obtained instead A(O) = 8.82 and 8.76, respectively.

Our adopted LTE oxygen abundance from this fine is:

A(0) = 8.83 ± (0.00)S(at ± (0.33)sysI from the flux spectra, and A(O) = 8.80 ± (0.02)sla, ± (0.33)sysl from disc-centre intensity spectra (see Table 4 for details). For this fine our adopted LTE oxygen abundance is A (O) = 8.74 ± (0.01)Stat ± (0.12)sys, (see Table 4 for details).

011130 nm

In the Kurucz flux atlas and in both Neckel spectra, the Ol 1130 nm fine is blended by a telluric absorption. The Wallace in tensity spectrum has been cleaned from telluric absorption, but its S/N is only about 80, inferior to the Kitt Peak FTS scans we considered, and insufiicient for our purposes.

Our analysis of this fine therefore relies on a spécial ré duction of FTS scans obtained from the NSO Digital Archive (see Fig. 12). The OI 1130nm fine, and the companion 1316nm multiplet described below, fall in the shoulders of very strong tel luric absorptions and require a careful correction for the blending. One of us (TRA) examined the NSO/FTS catalogue of ob servations and identified a suitable sériés of scans, taken on the 13th and 14th of September 1983. Each scan was a coadd of two interferograms totalling 5 minutes exposure, through a 5" diameter aperture, at disc-centre. The datasets are listed as "8309NNr0.XXX" where "NN" is the day (13 or 14), and "XXX" is a scan number. Hereafter, these will be described as 1.0 km s~'). Our adopted LTE oxygen abundance for this line is: A{O) = 8.75 ± (0.0 l)stat ± (0.17)syst (see Table 4 for details).

Ol 1316 nm

As shown in Fig. 13, three oxygen lines can be found in this multiplet, at A 1316.3889nm, 1316.4858nm, and 1316.5131 nm.

The strongest one (1316.4858 nm) is blended with one of the other oxygen lines (1316.5131 nm). For the three lines we adopt for log gf values of -0.28, -0.250, -0.728, respectively, according to Biémont et al. (1991).

The Wallace intensity solar spectrum has an S/N of about 700, but the spectrum is poorly rectified, making the continuum placement very uncertain. We decided not to use this spectrum but rather the Kitt Peak FTS scans mentioned above (Sect. 5.3.7), which hâve a higher S/N (>103) and are well-rectified. For the 1316 nm feature the équivalent S/N for the strongest of the lines, having a central depth of about 5%, is about 25, somewhat higher than for the 1130nm line. From fitting this spectrum, we obtain A(0) = 8.75 with a 3D grid for ail three lines. With an ATLAS+SYNTHE grid, the fit gives A(O) = 8.77.

For this line our LTE adopted abundance is A(O) = 8.76 ± (0.01)stat ± (0.22)syst.

Discussion and conclusions

The best estimate of the solar oxygen abundance is obtained by a suitable average of the abundances derived from the individual lines. Our adopted oxygen abundances are summarised in Table 4, together with associated errors, while corrections for departures from LTE are listed in Table 5. A different choice in the collision efficiency with H-atoms, quantified by the scaling factor Su (see Sect. spectra, but the différence is less than 0.04 dex.

If we consider the NLTE abundance in column 6 of Table 5, corresponding to 5h = 1/3, excluding the 615 nm line, we find a line to line scatter of 0.13 dex, so compatible with the 1er er ror bars we attribute to the individual lines. The same range in A( 0) is obtained for Su = 0. The 615 nm line requires a lower abundance and would increase the overall scatter, but, as we discussed in the section devoted to this line, this line is particularly problematic.

The lowest abundance after the 615 nm line is coming from the forbidden oxygen line at 630 nm. The relatively low oxy gen abundance it implies is sensitive to the abundance of nickel, which we assumed to be 6.25, the presently recommended value.

Had we adopted the équivalent width of 4.3 pm, which A04 at tribute to the oxygen contribution to the 630 nm line, we would hâve obtained A(O) = 8.78, moving the resuit doser to the other lines and becoming fully consistent with forbidden oxygen line at 636 nm.

We do not show comparisons between line profile shapes of synthetic and observed spectra because we cannot reproduce the observed features due to blends, as is the case for the 636, 844.

and 926 nm lines; the triplet is affected by NLTE corrections.

Since our NLTE computation is based on the <3D) model, we cannot reproduce the profile of the triplet lines accurately. The infrared lines, after correction for telluric absorption, hâve low S/N so that visual comparison to synthetic profiles is not par ticularly illuminating. Only for the 630nm forbidden line can the observed line profile shape be compared to the synthetic 3D spectrum, and this is shown in Fig. 5 for ail four observed pro files.

Our results must be compared with those of Holweger ( 2001), A04, and to the one of Ayres (2008). Holweger (2001) provides A(0) = 8.736 ± 0.078, thus ~0.05dex lower than our weighted mean for Su = 1, right within one a of his error bar.

The mean oxygen abundance obtained from the atomic lines by A04, A(0)=8.65, and our weighted mean, for Su =0, differ of +0.08 dex.

One of us (Ayres 2008) has recently carried out an independent analysis specifically of the 630 nm Ol forbidden line, taking a different approach than followed in the présent work.

Here, we hâve allowed the wavelength scale in the vicinity of In both cases, it is important to note that the C05BOLD model provides a different conversion between fractional Ol équivalent width and inferred oxygen abundance than the 3D simulations reported by Allende Prieto et al. (2001) and sub séquent studies also using the Stein-Nordlund class of models.

The différences might be related to the different température gra dients of the 3D models (e.g., as exhibited by the 1D average stratifications shown in Fig. 1 ) since a main factor governing the strength of a weak photospheric line is the température gradient in the line formation zone. Another factor introducing systematic uncertainties is the spectral synthesis. [START_REF] Meléndez | [END_REF] applied the spectral synthesis code MOOG (Sneden 1973) tained by a total neglect of such collisions, the higher abundance is obtained by assuming the rather large cross sections provided by the recipe of Steenbock & Holweger (1984), which may be considered an upper limit to the efficiency of these collisions.

Any treatment of neutral hydrogen collisions intermediate be tween these two extremes will provide an oxygen abundance in the above range.

Apart from this systematic uncertainty of the NLTE cor rections, we regard the détermination of A (O) as very robust, with a total error in the weighted mean of 0.07 dex. Considering our présent ignorance on the actual rôle of collisions by neu tral hydrogen, we believe that it is reasonable to assume that the true value lies somewhere in between these two extreme assumptions. Therefore, assuming Su « 1/3, our recommended value for the solar oxygen abundance is the mean of the two, A (O) = 8.76 ± 0.07.

Our recommended oxygen abundance is a downward révi sion with respect to that of Grevesse & Sauvai (1998). Using that set of solar abundances the solar metallicity is Z© = 0.017.

If we take that set of solar abundances and change only the oxy gen abundance to our recommended value, Z© drops to 0.016.

On the other hand, our oxygen abundance is an upward révision relative to what was recommended by A04. By taking the solar abundances of Asplund et al. (2005) but our oxygen abundance, we find Z© = 0.014. Clearly the latter resuit is influenced by the general downward révision of ail the solar abundances advocated by Asplund and collaborators. Having found a higher solar oxygen abundance by using CCFBOLD models, and hav ing been unable to confirm the downward révision of phosphorus (Caffau et al. 2007b) and sulphur (Caffau & Ludwig 2007;Caffau et al. 2007a), it seems not unlikely that, also for other éléments, a CO^BOLD based analysis would imply higher abun dances than recommended by Asplund et al. (2005).

We should compare our resuit with solar oxygen abundances deduced by other means. Delahaye & Pinsonneault (2006) The downward révision of the solar Z by Asplund et al. (2005) is generally considered to mainly stem from the use of 3D models, as opposed to 1D models used in older analysis (e.g. [START_REF] Prieto | Proceedings of the 14th Cambridge Workshop on Cool Stars, Stellar Systems, and the Sun[END_REF]. The resuit of our analysis reveals, however, that this is not the case at least for oxygen. The 3D corrections for the Ol fines are small, and for ail fines, except for the 615.8nm fine, they are positive, indicating that the 3D model provides a higher abundance than the corresponding IDlhd model (see Table 3). The average 3D correction, if we consider ail the oxygen fines, is +0.049 assuming a micro turbulence £ = 1.0 km s"' in the IDlhd model, and +0.066 when £ = 1.5 km s-1.

Closer inspection shows that the lower oxygen abundance of A04 is essentially a resuit of using lower équivalent widths, To improve our knowledge of the solar oxygen abundance, one should focus in the first place on the collisions with hydrogen atoms, both theoretically and experimentally. To the readers who hâve been following the saga of the solar abundances for some time it is perhaps not surprising to find that the measurement of high accuracy équivalent widths is still an open issue.

One should try to better constrain the placement of the contin uum, and the influence of the blending fines.
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Introduction

After hydrogen and hélium oxygen is the most abundant élément in the Universe, and its abundance lias been extensively studied in the Galaxy and beyond. In such studies the solar oxygen abundance serves as natural référencé. However, the spectroscopic dé termination of the solar oxygen abundance is not an easy task, and unfortunately its meteoritic abundance cannot be used for guidance since oxygen -as rather volatile élé ment -was incompletely condensed during the cooling of the proto-solar nebula. Much effort lias been devoted to spectroscopic détermination of the photospheric oxygen abun dance without having led to a convergence on a definite value. This has repercussions on solar and stellar physics. For instance, oxygen is a major contributor to the opacity in the convective envelope of the Sun. Solar oxygen abundance has a direct impact on the internai structure and évolution of the Sun and solar-like stars.

Over the last twenty years the photospheric oxygen abundance has experienced a downward trend, brought only to a hait by a recent analysis of (2004). Despite oxygen is such an abundant element, very few atomic lines are available to détermine the photospheric oxygen abundance.

Data analysis

We considered various high-resolution, high signal-to-noise (S/N) solar atlases for the oxygen abundance détermination. Notably, the différence between them is higher than blended with a telluric absorption The lines we considered are listed in Table 1.

As model of the solar atmosphère we used a 3D radiation-liydrodynamical model at mosphère (computed with the COr>BOLD code) which provides a statist.ical réalisation of the évolution of the plasma fiow in a volume located at the solar surface comprising optically thick and thin régions. CO'BOLD solves simultaneously the hydrodynamical équation coupled to radiative transfer in an extcrnal gravity field. The particular solar model we used in the présent, analysis covers a time interval of 4300 s represented by a sélection of 19 snapshots.

For spectral-synthesis purposes we used the code Linfor3D. Linfor3D is restricted to local thermodynamic equilibrium (LTE) conditions. Since departures from LTE are im portant for the détermination of the solar oxygen abundance, in addition we performed NLTE calculations with the Kiel code (Steenbock & Holweger (1984)) using the oxygen model atom from Paunzen et al. (1999). This Kiel code, however, is restricted to 1D structures. For this reason we used as input model the time and horizontal average of the 3D model over surfaces of equal optical deptli. It lias been shown (Asplund et al. (2004)) that, the NLTE problem in the Sun is essentially a 1D problem, i.e., horizontal inhomogeneities play a rninor rôle so that we consider the 1D approximation sufhcient. In the Kiel code the excitation and ionisation of oxygen atoms by collisions with neutral hydrogen atoms is taken into account within the approximation provided by the Drawin (Drawin 1969) formula. A scaling factor, Sr , permits to take into account tliese collision, (Sr = 1), to switch them off, (Sr = 0), or to consider a fraction of them. No atomic physics calculations or laboratory moasuremonts are available to constrain Sr . We tried to estimate its value by considering the centre-to-limb variation of the infrared triplet lines, similar to the work of Allende Prieto et al. (2004). For the mixing-length parameter, a, we used a value of 1.0. In the 1D spectral synthesis we adopted a micro-turbulence of lkm/s. The choice of the mixing-length parameter is Wavelength (nm)
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Figure 3. Différences in EW for the 777nm triplet.

We define 3D correction the différence A(0)3d-A(0)lhd, as in Caffau & Ludwig (2007). The average 3D correction we found is +0.05 dex. For ail lines except the 615.8 nm line, the 3D correction is positive. We conclude that 3D effects are not responsible for lowering the oxygen abundance. This conclusion obviously dépends on our choice of the 1D model atmosphère we used as reference. We belief, however, that our particular choice of a differentially comparable model in ternis of the intrinsic micro-physics provides a well-defined reference. Our higher oxygen abundance in comparison to Asplund et al. Lithium is widely studied in metal-poor stars. The résonant doublet Li i at 670.7 nm is ob servable in the solar spectrum and in spectra of F-K main sequence stars. This région, in metal-poor stars, is very clean, and the lithium feature in not blended. This is not the case in solar-metallicity stars. Atomic and molecular lines contaminate the région. Good data for these blending lines are not available in databases. There are few published line-lists that hâve been used for the abundance analysis of the solar photosphère or of other solarmetallicity stars. They are quite different. We wanted to make our own idea on the subject, and for this reason we analysed Li in the solar photosphère, considering both granulation and NLTE effects.

We consider the four solar atlases that we used to détermine the photospheric abundance of the other éléments, to investigate lithium. The two intensity observed spectra are very different (see Fig. atlas is that we cannot reproduce the profile with the synthetic spectra, while we can in the case of the other three solar atlases, that agréé very much in the abundance détermination. So we are induced to give more confidence to three solar atlases agreeing within each other than to the one in disagreement. We know that, without a proper explanation for the disagreement between the solar atlases, this reasoning is weak.

For ail computations the line-list used for lithium is the one in (Hiltgen, 1996).

poor stars, this is not the case for the Sun. No information can be found in the NIST database on the blending atomic lines, and papers on this subject mostly cite the PhD thesis of Hiltgen (Hiltgen, 1996) as a reference. This thesis is not available, but we had the line-list from C.

Sneden. We run, for one single snapshot, the 3D-Linfor3D analysis, and the 3D-NLTE profile is unable to reproduce the solar profile (see Fig. 4.7).

Neither the line-list used in Casares et al. (2007) is usable for the Sun (see Fig. 4.8). In this case we also computed a 3D-NLTE synthetic line profile, and its agreement with the observed solar spectrum is not encouraging.

We considered for the blending components the line-list of Table 4.3, that for atomic lines relies on Reddy et al. (2002) for molecular lines on Casares et al. (2007).To dérivé the 3D-NLTE lithium abundance we did line profile fitting, with a grid of 3D-NLTE synthetic spectra with no contribution of 6Li. The best fit, for KF, NF, and NI, is shown in Fig. 4.9.

In Fig. 4.10 the abundance is deduced by using the 1DLHd model, both in LTE and NLTE, for the disc-integrated flux of Kurucz. The solar 3D-NLTE A(Li) is 1.02. We can compare this resuit to A(Li) = 1.05 ± 0.10 of Asplund et al. (2005), who "add the effects of atmospheric inhomogeneities and 3D non-LTE line formation" to the value of Müller et al. (1975) (A(Li) = 1.0 ± 0.1). The results are in very good agreement. X (nm) X (nm) 

Phosphorus

We considered phosphorus because of the availability of CRIRES at the VLT, that permits to observe P lines in stellar atmosphères. In fact the Pi lines of Mult. 1 are in the range 1051-1068 nm, observable with CRIRES. We investigated the range in view of a CRIRES proposai and we particularly investigated the Sun. We thought that a détermination of the phosphorus solar abundance would be useful as reference when studying other stars. We considered the available solar atlases, we measured the EWs, and derived A(P) from the curve of growth of the selected lines, calculated with Linfor3D. Several déterminations of the oscillator strengths for the lines of Mult. 1 are available, but for any choice of log gf, except one, the abundance détermination is not much affected (at most 0.05 dex). We find A(P)3d=5.46 ± 0.04. Abundances we derived from 1D models (1Dlhd, HM, and ATLAS) are close to the A(P)3D. Details on the analysis, and comparison with previous analysis are in the paper here attached (Caffau et al., 2007).

Sulphur

Sulphur was, and still is, one of our major interest in Chemical analysis of metal-poor stars and we explain the reason for this interest in chapter5. As for phosphorus, in the case of sulphur, the instrument CRIRES triggered the work on the Sun. In fact in the infra-red, one can observe the S i lines of Mult. 3 at 1045 nm, détectable in metal-poor stars. We decided to analyse the Sun to investigate the reliability of the S i lines observable in a spectrum, and to compare the results from Mult. 3 to that from the other lines.

We considered also the forbidden line at 1082 nm, that is unaffected by departures from local thermodynamic equilibrium. From this line we derived A(S)= 7.15 ± (0.01 )stat ± (0.05)sys. The analysis related to this line is discussed in section 3.2. We then considered the permitted Si lines observable, the triplet at 675.7 nm of Mult. 8, the lines at 869nm of Mult.6, and the lines of Mult.3 at 1045nm. We could not consider the strongest Si lines of Mult. 1 at 920 nm, because heavily blended with telluric absorptions. We obtained A(S)3d_lte = 7.25 ± 0.14 that, applying the NLTE correction of Takeda et al. (2005), becomes A(S)3d-nlte = 7.21 ± 0.11. Details on the sulphur analysis can be found in Caffau et al. (2007); Caffau & Ludwig (2007).

Europium

We considered europium because this element is related to the radioactive dating of stars (see chapter 7), and because Lawler et al. (2001 ) provided new atomic parameters. We considered the hyperfine structure of five lines of Eun, we measured EWs of the solar atlases, and interpolated them in the theoretical curve of growth computed with Linfor3D. We obtained an abundance of A(Eu)3d = 0.52 ± 0.02, in agreement with previous results, and an isotopic ratio (151Eu/Eutol) of about 50%. The analysis of solar europium is in Mucciarelli et al. (2008).

Hafnium

Like europium, hafnium can be used as the stable reference element for radioactive dating of a metal-poor star, by using abundances. This work started for an observational proposai, for measuring A(Hf) and A(Th), to détermine the âge of metal-poor stars. We investigated the Sun, to look at the fines and check the atomic data available. We considered the four available solar atlases and measured the EW of four Hf n fines, when possible. We compared the measured EWs to the theoretical curve of growth computed with Linfor3D, and obtained A(Hf)3D = 0.87 ± 0.04, in agreement with 1D our analysis, and previous investigations. The results are in Caffau et al. (2008).

Thorium

The unique thorium indicator in the observed solar spectrum, is the Thn fine at 401.9 nm.

This fine fies on the red wing of a stronger Fe-Ni blend. We used a C05BOLD+Linfor3D grid of synthetic spectra, that include the Th line and the blending components, to fit the fine profile. Due to the fine asymmetry of the Fe-Ni blend, the 3D abundance cornes out about 0.1 dex smaller than the abundance from the 1DLHd model. We discussed in chapter3 this effect. Our resuit is A(Th)3D = 0.08 ± 0.03, in close agreement with the meteoritic value.

The analysis is discussed in Calfau et al. ( 2008).

Introduction

Phosphorus is an element whose nucleosynthesis is not clearly understood and whose abundance is very poorly known outside the solar System. It has a single stable isotope 31 P, and its most likely sites of production are carbon and néon burning shells in the late stages of the évolution of massive stars, which end up as Type II SNe. The production mechanism probably occurs via neutron capture, as it is for the parent nuclei 2ySi and 30Si.

According to Woosley & Weaver (1995), there is no significant P production during the explosive phases.

Like for other odd-Z éléments (Na, Al), one expects that the P abundance should be proportional to the neutron excess rjl. for O super-giants (Bouret et al. 2005;Crowther et al. 2002) and B type stars (Tobin & Kaufmann 1984). Kato et al. (1996) measured P in Procyon, and Sion et al. (1997) There are several déterminations of the solar P abundance in the literature. Given the difficulty of this observation, it is not surprising that P was absent from the séminal work of Russell (1929). Lambert & Warner (1968) measured an abun dance A(P)2 = 5.43, using 13 lines of PI, of which four belong to Mult. 1. The oscillator strengths they used for these lines are very close to the Biemont & Grevesse (1973) values (see Table 3).

Lambert & Luck (1978) 2.

In the présent paper we use a solar 3D CO^BOLD model to re-assess the solar phosphorus abundance. For comparison we also consider 1D solar models. Besides the Sun, we then go on to discuss the abundance corrections obtained for a number of F-dwarf models of varying metallicity.

Atomic data

We consider five IR Pi lines of Mult. 1 (see Table 1). Several déterminations of the oscillator strengths for this multiplet are available in the literature (see Table 3). Generally, ail values are rather close, with différences smaller than 0.1 dex for any line except the 1051.2 nm line, for which the maximum différence is 0.18 dex. In this work we hâve adopted the values computed by Berzinsh et al. (1997), corrected semi-empirically, and they are, in our opinion, the best currently available. Had we chosen another set of values, with the notable exception of the Berzinsh et al. (1997) ab initio values, the différence in the derived phos phorus abundance would be 0.05 dex at most.

Models

Our analysis is based on a 3D model atmosphère computed with the CCPBOLD code (Freytag et al. 2002;Wedemeyer et al. 2004). In addition to the C03 4 5BOLD hydrodynamical simulation, we used several 1D models. More details about these models can be found in Caffau et al. (2007) and Caffau & Ludwig (2007). In The spectrum synthesis codes employed are Linfor3D4 for ail models and SYNTHE (Kurucz 1993b(Kurucz , 2005a) ) in its Linux version (Sbordone et al. 2004;Sbordone 2005) for the fitting procedure with 1D or (3D) models. The advantage of using SYNTHE over the présent version of Linfor3D is that it can easily handle a large number of lines, thus allowing numerous weak blends to be taken into account.

The 3D COsBOLD solar model we used is the same as described in Caffau & Ludwig (2007). It covers a time interval of Linfor3D. We also consider the différence in the abundance de rived from the 3D model and the (3D) model. Since the 3D and (3D) models hâve, by construction, the same mean température structure, this allows the effects due to the horizontal tempéra ture fluctuations to be singled out.

Data

As observational data we used two high-resolution, high signalto-noise ratio spectra of disk-centre solar intensity: that of Neckel & Labs (1984) (hereafter referred to as the "Neckel intensity spectrum") and that of Delbouille et al. (1981) (here after referred to as the "Delbouille intensity spectrum" 5). We also used the solar flux spectrum of Neckel & Labs (1984) and the solar flux spectrum of Kurucz (2005b)6, referred to as the "Kurucz flux spectrum".

Data analysis

We measured the équivalent width (EW) of the lines using the IRAF task splot. We then computed the phosphorus abundance for the solar photosphère from the curve of growth of the line in question calculated with Linfor3D. To confirm our results, we fitted ail observed line profiles with synthetic profiles. We found good agreement compared to the abundances derived from the EWs. The remaining différences we found probably corne from the différence between the continuum opacities used by SYNTHE and those used by Linfor3D.

The line profile fitting was done usin» a code described in Caffau et al. (2005), which performs a x~minimisation of the déviation between synthetic profiles and the observed spectrum. They adopt the loggf of Berzinsh et al. (1997), but they do not specify if they used the "corrected" or ab initio values. Had they used the latter values, the différence is easily understood; otherwise, we must conclude that the différence is due either to a différence between their 3D simulation and the CCEBOLD one or to a différence in the adopted EWs. We point out here that our measured EWs agre well with both those of Lambert & Warner (1968), Lambert & Luck (1978), and of Biemont et al. (1994) A detailed summary of the solar phosphorus abundances we derived from individual fines, using different model atmo sphères, is given in Table 4. Since the considered fines are not truly weak, the 3D corrections are unfortunately sensitive to the adopted micro-turbulence and, hence, must be interpreted with care. The 3D corrections only due to horizontal température fluc tuations, indicated by the 3D-(3D) différence, are slightly posi tive throughout. In ail fines, the 3D-(3D) différence for intensity spectra is systematically higher than for flux spectra, by roughly 0.02 dex. This is presumably due to the intensity spectra originating from somewhat deeper layers where horizontal fluctua tions are larger. We note that the phosphorus fines are formed mostly in the range -0.5 < log10 rross < 0» where the horizontal température fluctuations increase with increasing optical depth (see Fig. 2).

The 3D-(3D) différence increases with the excitation potential of the line's lower level. In fact, the 3D-(3D) correction is rather small, not exceeding +0.030dex for £ = 1.0 kms^1 and +0.045 dex for f =1.5 km s-1, which we consider as an upper limit.

The 3D-1Di.hd corrections are systematically larger than the 3D-(3D) différence (by +0.01 to 0.02 dex), but within the same order of magnitude. From that we can conclude that the solar (3D) and IDlhd température profiles are very similar.

3D effects on P for other stars

As shown above, we obtain only mild 3D effects in our so lar phosphorus abundance analysis. They are comparable to the standard déviation (as listed in Col. ( 9) of Table 4) for the weak fines and a factor four larger than the standard déviation for the strongest fine, so the 3D effects are hardly relevant. However, 3D effects should become stronger for metal-poor stars where the température profiles differ more strongly between (3D> and IDlhd models than for solar metallicity models (Asplund 2005).

Very little work has been dedicated to 3D effects on the phospho rus abundance and none for metal-poor stellar models. To check the behaviour of the 3D abundance corrections, we investigated theoretically the phosphorus 3D-1Dlhd relation in the resulting synthetic flux spectra for a few available 3D C05B0LD models.

We find, for three metal-poor models (6300/4.5/-2.07; For a 3D C05B0LD model of Procyon (6500/4.0/0.0), the différence in the température profile of the (3D> and IDi hd model contributes to more than half of the total 3D correction.

In Procyon, Pi lines are formed at shallower optical depths than in the Sun by about A log r « 0.3. In this range the 1DLhd model is cooler than the 3D CO?BOLD one. The related abundance correction dépends on the excitation potential (strength) of the line, and it is still less than +0.030dex for the strongest line.

The contribution to the 3D correction related to the horizontal température fluctuations ranges from +0.022 to +0.045 dex, increasing with the excitation potential (strength) of the line. In the range where the line is formed, the horizontal RMS température fluctuations in Procyon are of the order of 5%, to be compared to 1% in the metal-poor models. The total 3D correction is thus less than +0.07 dex for ail lines.

Conclusions

Using the CO?BOLD solar granulation model, we hâve determined the solar 3D LTE phosphorus abundance to be A(P) = 5.46 + 0.04, which compares very well to ail previous détermina tions obtained using 1D models. This can be explained by the PI lines of Mult. 1 appearing to be rather insensitive to granulation effects, at least in the parameter interval explored by us (F and G dwarfs of metallicity from solar to -3.0). These lines can thus be useful for investigating the Chemical évolution of phosphorus in the Galactic disk and in moderately metal-poor environments.

Below [P/H] =-1.0, however, the lines hâve EWs smaller than 0.5 pm, thus becoming exceedingly diflicult to observe.

For the Pi lines studied in this work, we find small (Sun)

to moderate (Procyon, metal-poor stars) 3D abundance correc tions. The sign of the corrections is found to be positive in ail cases, meaning that the abundances resulting from a 3D analy sis are larger than those obtained from a 1D model. Note that this behaviour is consistent with the results obtained by Steffen & Holweger (2002) for SI, which has almost the same ionisa tion potential as Pi (see their Fig. 8). In general, however, the magnitude and sign of the 3D effects dépend on the properties of the absorbing ion (ionisation potential, excitation potential of the lower level, line strength, and wavelength) and on the thermodynamic structure of the stellar atmosphère. The results obtained in this work for PI must therefore not be generalised to other éléments and other types of stars. Berzinsh et al. (1997) corr.

-0.10 0.27 0.49 -0.17 -0.15 Biemont et al. (1994) -0.24 0.17 0.45 -0.24 -0.13 Biemont & Grevesse (1973) (NIST: http://physics.nist.gov/PhysRefData/ADS).

Table 4. Solar phosphorus abundances from the various observed spectra, adopting the (corrected) log gf of Berzinsh et al. (1997). 4) phosphorus abundance, A (P), according to the COsBOLD 3D model. Columns ( 5)- (8) provide A(P) from 1D models, odd numbered columns correspond to a micro-turbulence £ of 1.0 km s'1, even numbered columns to£ = 1.5 km s-1.

Spectrum Wave EW A(P) from EW <j 3D-1DLHd 3D-(3D) [nm] [pm] [dex] [dex] [dex] [dex] [dex] [dex] [dex] [dex] [dex] [dex] 3D ATLAS HM 1.0 1.5 1.0 1.5 1.0 1.5 1.0 1.5 G) (2) (3) (4) (5) (6) (7) (8) (9) (10) 
Column (9) uncertainty in A(P) due to the uncertainty in the measured £Ws. Column ( 10)-( 13) provide 3D corrections, even numbered columns for£ = 1.0 km s-1, and odd numbered columns for 1.5 km s-1, respectively.

Introduction

Europium (Z = 63) is formed by neutron captures on to seednuclei. In a séminal paper by Burbidge et al. (1957), it was assigned both to the s-process (slow neutron capture) and to the r-process (rapid neutron capture). According to current understanding about r-process nucleosynthesis, europium is an almost pure r-process element. About 95-97% of the Eu in the solar System is produced by the r-process (Arlandini et al.

I999; Burris et al. 2000). See the introduction in the paper by Mashonkina & Gehren (2000) on the significance of the Eu/Ba ratio for assessing the relative contributions of the r-process and

.v-process. (Bonifacio et al. 2000), in the Small Magellanic Cloud (Hill 1997), and the Large Magellanic Cloud (Hill et al. 1995).

The ratio of the two r-process éléments Eu/Th1 is potentially an interesting chronometer, provided that the production ratio of * CIFIST, Marie Curie Excellence Team.

1 The isotope 232Th is radioactive with a half-life of 14.05 Gyr.

the two nuclei can be predicted reliably theoretically (see Cowan & Sneden 2004, for an extensive review of the r-process).

In this paper we reconsider the Eu solar abundance in the light of the recent progress of the 3-dimensional (hereafter 3D) model atmosphère computations, measuring the solar abundance both with 1-dimensional (1D) and 3D models in order to assess the impact of this new génération of models on the solar Eu abundance.

The Eu solar abundance reported in the compilation of non-local frequency-dependent radiation transport for a small volume located at the stellar surface (for technical issues, see the on-line manual available at http://www.astro.uu.se/~bf/ co5bold/index .html). The atmospheric-flow field is sampled in equal temporal intervals each of which we call a "snapshot".

In total, 25 snapshots were selected from a CCf'BOLD simula tion to represent the solar photosphère.

As references, we also adopted several 1D solar models:

-the 1D solar model computed by F. which includes the saine opacifies and equation-of-state adopted by the CO?BOLD 3D code. LHD code treats con vection using the standard mixing-length theory (MLT) in the formulation given by Mihalas (1978). The use of this kind of models allows us to compare these 1D models directly with the 3D COsBOLD models, which erases the systematics due to different physical assumptions.

The spectral synthesis from ATLAS and HM models are performed using the SYNTHE code (Kurucz 1993(Kurucz , 2005) ) in its Linux version (Sbordone et al. 2004;Sbordone 2005). For C05BOLD and LHD models, the Linfor3D4 code is used.

Observations! material

The présent study is based on two sets of high-resolution, high signal-to-noise ratio spectra of solar-flux and disc-centre intensity:

-Solar Flux -We adopted the solar-flux spectra of Neckel & Labs (1984) et al. (2001). It is worth noting that not ail of these solar spectra are useful to measure the selected features. In the following, we describe briefly the single Eu II features used in this analysis and the corresponding adopted solar spectrum:

-412.972 nm -strong Eu II fine, with a weak blending on the blue side; this feature exhibits the sarne shape in ail adopted solar spectra, without telluric contamination; The Chemical analysis of the selected Eu II features was performed adopting the atomic parameters for the Eu II fines by Lawler et al. (2001) and is summarised in Table 1. The Eu II spectral fines display significant hyperfine structures. We include in the line list, hyperfine structure and isotopic splitting, using the meteoritic isotopic ratio and the hyperfine con stants A and B measured by Lawler et al. (2001). The calcu lation of the hyperfine structure was completed using the code LINESTRUC, described by Wahlgren (2005). Ail the hyperfine components for each Eu II feature, computed without the assumption of a spécifie isotopic ratio, are available in Table 4.

We did not take into account possible NLTE effects, which are different between intensity and flux spectra and could explain the small positive différence between intensity and flux abundances. Mashonkina (2000) analysed the NLTE effects for the résonance

Eu II fine at 421.9 nm in solar-like stars, finding a NLTE correc tion of ~0.04 dex.

The solar Eu abundance was derived from the curve of growth of each fine calculated using Linfor3D, adopting a mete oritic isotopic ratio. The équivalent width (EW) of the Eu II fines was measured using a Gaussian fit with the IRAF task SPLOT, for its deblending option. The 3D models include only the Eu II fines, without the contribution of possible blending fea tures. The choice to infer the abundance using the EW measurement was made because of the inefficiency of the line-profile fitting with a 3D grid, due to the lack of the weak-blending components in the 3D synthetic spectra. This is caused by the inability of the current version of Linfor3D to handle a large number of fines. In Width. Columns ( 4) and ( 5) are Eu abundance from the C05B0LD models and the corresponding uncertainty due to the error of the Equivalent Width. Columns ( 6)-( 9) are the results from the 1D Chemical analysis by adopting two solar models (HM: [START_REF] Holweger | [END_REF]. FC:

ATLAS9 solar model by Fiorella Castelli). Finally, Cols. ( 10) and ( 11) are the 3D corrections.

Spec

Wave 1D and 3D models, the 3D correction defined by Caffau & Ludwig (2007) as A(X)3d -A(X)idlhd, and the différence between 3D and <3D) models. We report also the error (cr^vv) in The results are listed in Table 3. The majority of the 3D correc tions (3D-1Dlhd) are negligible, and the largest is just 0.011 dex.

The 3D correction related to the average température profile (3D-(3D)) is in the range 0.01-0.02 dex for ail models and it is larger than the complété 3D correction.

As an additional check to test the consistency of our re sults, we performed a classical 1D analysis on these 5 features. This step is necessary to compare the results obtained by the LHD models and the 1D models, which are usually used in the Chemical analysis. To compute the abundance, we used line-profile fitting and employed the line list from the Kurucz database, updated including the atomic parameters for the Eu II lines. This was completed using a code (Caffau et al. 2005) that performs a linear interpolation in a syntheticspectra grid with the Eu abundance as a free-fitting parame ter: the final best-fit was derived using numerical y2 minimisa tion, using MINUIT [START_REF] James | MINUIT, Reference Manual[END_REF]). Even the line-shift and the continuum-placement can be a free parameter to optimise the fit. Only for two strong features, namely 412.9 and 664.5 nm, we adopted a different version of this code, which include as free-fitting parameters both the Eu abundance and the fraction of the Eu isotope 151 Eu with respect to the total abundance, log(/V(15lEu)//V(Eutot)). Model parameters 

(7W/logg/[M/H]) EW (pm) 3D-1Di,hd (dex) 

Results and discussion

The main results of this analysis are:

1. The 3D analysis, based on different high-resolution high signal-to-noise solar spectra and by using the COSBOLD for intensity and flux, respectively.

There is no way to know a priori if 3D effects are important for any given line. A detailed calculation has to be done in each case.

Solar abundances are widely used as a reference and their im plication goes beyond pure Chemical composition, but touches fields such as helioseismology and solar-neutrino production.

The low solar abundances measured by Asplund et al. (2005) hâve put some strain on our understanding of both. As suggested by Bahcall et al. (2005), different measurements of solar abun dances, obtained using different observed spectra and different solar models, allow a better estimation of the systematic uncertainties. In the case of Eu, we conclude that the 3D effects are negligible in the Sun and solar-like stars. The scénario is very cohérent, when we consider 3D of the non-solar models. 3D cor rections are negligible for both solar and slightly metal-poor models. This is in line with the findings discussed by Steffen & Holweger (2002), which investigated granulation corrections in the Sun for several éléments. Although Eu is not included in this study, we can compare our results for Eu with their find ings for Sr. These two éléments show very similar line-formation properties for spectral lines with similar excitation potential and oscillator strength. Also for Sr, the corrections are negligible, typically between -0.02 and +0.02. Therefore, for Eu, as for S (Caffau et al. 2007a) and P (Caffau et al. 2007b) we conclude that the use of 3D models does not imply a substantial downward ré vision of the solar abundances with respect to that deduced using 1D models.

Chapter 5

The sulphur abundance in late-type stellar photosphères

In the following paper we investigated the abundance of sulphur in a number of late-type dwarf stars including the Sun. In this chapter we give a motivation for the investigation, and provide some background about the spectroscopy of sulphur lines and its nucleosynthesis.

Why sulphur?

Sulphur is a volatile element, and therefore it is not locked into dust grains in the interstellar medium, so that no correction is needed to the measured sulphur abundance in the inter stellar medium. This value can be directly compared to the sulphur abundance in the stars.

This makes sulphur a convenient tracer of the Q'-elements (below). This is not the case for other a-elements such as Si or Ca.

In the Milky Way one can measure the or-element abundance both in stars and in the interstellar medium. The situation is more difficult in external galaxies, where it is not easy to measure stellar abundances, but it is relatively easy to measure sulphur in the gaseous component (Garnett 1989;Centurion et al. 2000), in émission line spectra of Blue Compact Galaxies (BCGs) and résonance absorption lines in Damped Ly-o' Systems.

Nucleosynthesis and Chemical évolution of sulphur

During the primordial nucleosynthesis only hydrogen, hélium, and traces of lithium hâve been produced. The bulk éléments called "metals", i.e. ail the éléments heavier than hélium, are produced inside the stars. The exceptions are Be and B, which are produced in the interstellar medium (ISM) through spallation by cosmic rays and the two Li isotopes, which are produced both in stars (asymptotic giant branch stars, novae, supernovae), and, through spallation, in the ISM. The light éléments that, in the periodic table of éléments, hâve an even charge, can be produced in nuclear reactions involving hélium nuclei (also called aparticle). Such éléments (oxygen, néon, magnésium, Silicon, sulphur, argon, calcium, and titanium) are called Q'-elements for this reason. Q'-elements are produced in a processes of Q-capture, such as: ^C + 4He -* "+40 + y nO + 4He -^n+4Nq + y ^Ne + 4He -> N+4Ug + y N being the mass number of the element of the reacting nucléus. We keep it as a general value because in principle these reaction are not restricted to the most abundant isotope.

Such nuclear reactions take place inside stars, and the material remains in the star and is not available for the next stellar génération. This is the case for low mass stars (M<1.6 MO) which are the most numerous in the Universe. Only the fraction of processed material which is ejected by the star is used in the formation of new stars. Some material is ejected in the ISM via a stellar wind, but not in high quantity, and in any case refers only to material from the upper most part of the stellar atmosphère, while the nuclear reactions take place in the core or in shell inside the star. Thus only if a mixing mechanism opérâtes to bring processed material to the surface, the stellar wind can chemically enrich the ISM. This may happen in evolved stars, especially in the asymptotic giant branch (AGB) phase, or in the subséquent phase of planetary nebula. In the case of the explosion of the stars (supernovae events) this material is ejected into the ISM, and becomes available for the next stellar génération. In principle, the older stars hâve taken the advantage of few supernova events, so that their content of métal is small. Younger stars are expected to be more metal-rich because more supernovae hâve exploded before their formation.

In the following we describe the various processes where sulphur is formed in some de tail. Much of what is présent here is from the works of Chieffi and Limongi. We will consider massive stars, with a mass larger than twelve solar masses, because they are responsible for the sulphur formation.

Massive stars in their life, before collapsing, complété, in hydrostatic equilibrium and in non degenerate conditions, ail the nuclear burning stages (from H to Si). Sulphur is produced in the core of the star in the néon burning phase and in the oxygen burning phase.

But it is destroyed during the Si burning phase. Sulphur is produced also during explosive burning phases in supernovae. For the Chemical évolution of sulphur only the explosive pro duction is relevant, because the sulphur formed inside massive stars in earlier burning stages is ultimately destroyed in later ones.

The hydrostatic burning of néon starts with the endothermie reaction 20Ne + y (4.734 MeV) ^16 O + a at a température of logTc = 9.09 and a density of logpc = 6.33 ([T]=K, [p]=g/cm3). The other reactions involved are exothermic so that the net Ne burning is an exothermic process.

At the beginning the environment is radiative. As the néon abundance drops down, a convective core forms due to the fact that the nuclear energy production due to photons becomes higher than the neutrino energy loss. There is then an increase in mass followed by a reces sion in mass of the core. At a certain point the température is high enough to permit oxygen burning, and the convective core starts growing in mass again. From a Chemical point of view

Ne is transformed into oxygen, and with the cr-particles out of this reaction Q'-elements up to 32S are produced. At the end of the néon burning, 32S is among the most abundant éléments in the stellar core, after lôO, 24Mg, 28Si, 29Si, and 30Si. The oxygen burning phase takes place at logTc = 9.5 and logpc = 6.6. The reaction products are 28Si, 32S, and 34S. When the température rises above 2.3 x 109 K, 32S and 34S burn into 28Si. During the Silicon burning phase, the sulphur in the core of the star is almost completely destroyed, so not available for the gas forming the next génération of stars.

But, for each fuel, as the element is exhausted in the core, the burning moves up in a shell, so that the oxygen burning, at a certain stage of the life of the star, takes place in a shell. In the oxygen burning phase the reactions producing sulphur are:

160+ 160-> 31S + n + y(1.5 MeV)

160+ 160-> 32S + v

Beyond sulphur main products are also Si, Ar, and Ca, while secondary products are Cl, Ar, K, and Ca.

Massive stars, at the end their life, explode as type II supernovae. Sulphur is produced during the explosion of the massive star in the phase of explosive oxygen burning. And this is the sulphur which is available for the next génération of stars. This burning takes place for T > 3.3 x 109 K, considering a typical timescale on the order of a second.

When the star explodes nuclear reactions are triggered by the increased température. The nuclear reaction network is related to the peak température of the expanding shock wave and the interval of time in which this température persists. In a model of the supernova explosion the peak température at a distance r from the stellar centre (for r not small compared to the stellar radius) can be obtained assuming that the energy of the matter behind the shock is dominated by radiation and that expansion and pressure waves are capable to maintain nearly isothermal conditions. The explosion energy can be written as Ecxpl = -ttR-^T4, being R and T the position and température of the shock. As a good approximation one can obtain the shock température at which any given radius of the pre-supernova (Rpsn) model is heated / 3E \1/4 up as Tmax = . P3Xpl

. As the shock front moves outside it cools down due to adiabatic \4;rKPSNa/ expansion. The production of sulphur in the explosive phase dépends on the initial mass of the star. For instance a metal-poor star of initial mass 15 Mo will produce, in MO, 2.15 x 10'2 of 32S, 5.04 x 10~5 of 33S, 1.94 x 1CT4 of 34S, and 2.04 x 10~9 of 36S, while an initial mass of 30 MO would produce, 1.30 x 10"1 of 32S, 2.28 x 10"04 of 33S, 6.10 x 1CT04 of 34S, and 5.24 x 10"9 of 36S, according to the modelling of Limongi & Chieffi (2003).

There are two different types of supernovae events. a-elements are mainly produced in type II supernovae (Woosley & Weaver 1995;Limongi & Chieffi 2003a;Chieffi& Limongi 2004). On the other hand the éléments of the iron peak are produced by type II SNe, and also in type la supernovae, which produces little or no cr-elements (Nomoto et al. 1984;Iwamoto et al. 1999). From an observational point of view the two types of supernovae can be distinguished due to the presence or not of hydrogen lines in the observed spectra. Hydrogen lines are visible in type II supernova spectra, they are not présent in type I supernovae spectra. Another observational différence is that type II supernovae are found in star formation régions, while the other type is observed everywhere. Type II supernovae must be the final épisode of the life of a massive star evolved rapidly (up to a few hundreds of Myr). The remnant of the explosion is a neutron star. A supernova arising from the collapse of the core of a massive star is called a "core collapse" supernovae. Also type Ib and le supernovae are core collapse supernova, the absence of hydrogen lines in their spectra is due to the fact that the progenitor stars hâve lost the majority of their H envelope. Given that Type la supernovae are observed in old stellar Systems, low mass stars must be at their origin. Although some of the details of the process are still controversial, the generally accepted scénario is that this ex plosion occurs in a binary System in which one component is a white dwarf, which, through mass transfer from the companion, is pushed above the Chandrasekar limit. The subséquent contraction of the structure ignites thermonuclear reactions which lead to the explosion and leave no remnant behind, see e.g. Nomoto et al. (1997 and references therein).

Different places in the Universe may hâve experienced different supernovae patterns, and the relative measure of the contents of u-elements relative to the total metallicity can be very useful to learn about the past history of the stellar population and ultimately the Universe.

It could happen that one type of supernovae explodes more often respect to the other, in the sense that a star ending in a type II supemovae explosion has a life much shorter with respect to the time necessary to a star in a binary System to transfer material on its white dwarf companion to trigger the type la supernovae event. Type la supernovae in the Milky Way are supposed to be less frequent, so that an old star, formed with material processed by one or few stellar générations hâve a higher ratio of or-element abundances to iron-peak element abundances (see, for example, Barbuy 1988;Gratton et al. 2003;Cayrel et al. 2004) with respect to younger stars formed ffom material processed by several générations of stars. The study of the abundance ratio of a-elements to iron-peak éléments can be used as a powerful tool to understand the Chemical évolution and star formation history of a galaxy. In dwarf galaxies, which are characterised by low or bursting star formation, type la SNe can explode before type II hâve had time to enrich the material. As a conséquence these Systems are characterised by rather low a-to-iron ratios also in stars of low metallicity (see Venn et al. 2004, and référencés therein) and at solar métallicities, display sub-solar ratios (Bonifacio et al. 2004;Monaco et al. 2005;Sbordone et al. 2007).

This scénario is certainly simplified from a theoretical point of view, but from an observational point of view, the abundance of O'-elements and the cr-to-iron ratio are important characteristics for any stellar population. In principle one could compare the a-element abundance in the Galaxy and in other galaxies. The problem is that some of the u-elements, Silicon and magnésium, are not volatile and they are locked into dust grains in the ISM. In this way the measurements of BCGs and Ly-a Systems should be corrected. For this reason it is a better choice to consider sulphur for abundance analysis both inside and outside the Galaxy, instead of Ca or Si, to be consistent and be able to compare the results.

Ail these three éléments, (Ca, S, Si), are formed from oxygen burning, in a central burning phase, in a convective shell, or in an explosive phase. According to Limongi & Chieffi (2003b), there is thus a strong reason to believe that Si, S, and Ca vary in lockstep during the Chemical évolution.

Spectroscopic aspects of the abundance détermination

Sulphur is very easy to detect, not many Unes are available in the observed stellar spectra.

There is a forbidden line from the ground level (that I considered in the section 3.2, about 3D corrections), which is weak, blended, but for which lower and upper level populations are very close to LTE. This absorption line is measurable in the spectrum of solar-like stars. Ryde (2006) used this line to investigate the sulphur abundance in galactic stars. This line becomes to weak in metal-poor stars ([Fe/H]< -0.5). There are some permitted lines. The lines of two multiplets (Mult. 8 at 675 nm and Mult. 6 at 869 nm) are weak, but not blended, neither contaminated by telluric absorption. For them the assumption that high and low level are in LTE is be a good approximation. To dérivé the abundance of sulphur in metal-poor stars usually Mult. 1 at 910 nm is used. This range in an observed spectrum is contaminated by telluric absorption. One of the three lines of the multiplet is on the blue wing of the hydrogen Paschen £ line. Even if the détection is not so easy these lines are widely used to obtain sulphur abundance in metal-poor stars.

The infra-red Mult. 3, at 1045 nm, is slightly weaker than Mult. 1, but the région is mostly free from telluric contamination. We investigated these lines in the solar photosphère and in some other bright stars. We would like to recall that only recently this range in wavelength is observable at VLT with CRIRES. We carefully reduced UVES spectra in the standard 860 nm setting of Procyon and three bright stars to obtain order 14, in which these lines are visible, before CRIRES was available. Then we successfully applied to observe some stars with CRIRES, the analysis of these spectra is in progress.

Introduction

The so-called a-elements (O, Ne, Mg, Si, S, Ca) are among the main products of type II supernovae (Woosley & Weaver 1995;Limongi & Chieffi 2003a;Chieffi & Limongi 2004). The iron peak éléments are produced by type II SNe, and it is commonly accepted that type la supemovae produce similar, or larger, amounts of iron-peak éléments and produce little or no a-elements (Nomoto et al. 1984;Iwamoto et al. 1999). The dif ferent timescales for the first explosions of type II or type la SNe to occur makes the abundance ratio of a-elements to ironpeak éléments a powerful diagnostics for the Chemical évolution and star-formation history of a galaxy. In the Milky Way, stars of lower metallicity are characterised by higher a-to-iron abun dance ratios than found in the Sun and solar metallicity stars (see, for example, Barbuy 1988;Gratton et al. 2003;Cayrel et al. 2004). This is usually interpreted in terms of a lower contribu tion from type la SNe. Systems characterised by low or bursting star formation, like dwarf galaxies, give time to type la SNe to explode before the enrichment due to type II SNe has greatly increased. Consequently, such Systems display rather low a-toiron ratios even at low metallicities (see Venn et al. 2004 ** Appendix is only available in electronic form at http://www.aanda.org references therein) and at solar metallicities and display subsolar ratios (Bonifacio et al. 2004;Monaco et al. 2005).

One should be aware that the simple interprétation outlined above of the a-to-iron peak element ratios, in terms of products of type II and type la SNe, relies on the nucleosynthesis computed with 1D explosion models. For type la SNe these computa tions predict that the original C-0 white dwarf is totally burned, mainly to 56Ni. It is interesting to note that, in the 2D models by Brown et al. (2005), most of the white dwarf is not burnt and roughly equal masses of 56Ni and 28Si are produced. It is clear that a different explanation of the a-element enhancement must be sought if these computations are confirmed.

While the theoretical interprétation of the a-to-iron peak ra tios is very likely still open to debate, it is clear that, from the observational point of view, the abundance of a-elements is an important property of any stellar population. For the study of the Chemical évolution in external galaxies, the more readily avail able objects are blue compact galaxies (BCGs), through analysis of their émission line spectra, and damped Ly-a Systems (DLAs) through the analysis of résonance absorption lines. In this way, it is relatively easy to measure sulphur in the gaseous component of both groups of galaxies (Gamett 1989;Centuriôn et al. 2000).

At variance with Si and Ca, S is a volatile element; therefore, it is not locked into dust grains in the interstellar medium, so that no correction is needed to the measured sulphur abundance. This makes sulphur a more convenient element to trace the a's than either Si or Ca; ail three éléments are made by oxygen burning, 

Atomic data

The SI Unes that we consider in this work are reported in Table 1. The triplet at 675.7 nm and the Une at 869.4nm hâve been widely used in the détermination of sulphur abundances (see for instance, Nissen et al. 2004;Caffau et al. 2005). The 1 We use the Multiplet numbering by Moore (1945).

2 A(S) = log(A(S)//V(H))+12. 

Models

For the Sun and Procyon, our analysis is based on 3D hydrodynamical-model atmosphères computed with the C05BOLD code (Freytag et al. 2002;Wedemeyer et al. 2004).

The COsBOLD code solves the coupled non-linear équa tions of compressible hydrodynamics in an external gravity 3 The referee made us aware of a paper (Nissen et al. 2007.

[astro-ph/®7®2689], A&A. submitted) which became available through arXiv (arxiv.org) after the submission of this work. The pa per describes the first use of the 1045 nm Unes for abundance work in metal-poor stars.

field, together with non-local frequency-dependent radiation transport for a small volume located at the stellar sur face (see CO^BOLD manual http://www.astro.uu.se/ ~bf/cobold/index.html). Twenty-five snapshots were selected from a C05B0LD simulation to represent the photo sphère of the Sun (Caffau et al. in press), with an effective température of 5780 K and covering 6000 s of temporal évolu tion, and 28 snapshots were selected from a 3D simulation of Procyon, with an effective température of 6500 K and covering a time interval of 16800 s. Since the timescale of the évolution of the granular flow is about 2.8 times longer in Procyon than in the Sun, the simulated time spans are very similar in a dynamical sense. The Procyon model used in this paper is the same as the one used by Aufdenberg et al. (2005) in their study of the stars centre-to-limb variation. In both hydrodynamical models, an opacity binning scheme with fîve wavelength bins was applied for modelling the wavelength-dependence of the radiative transfer (Nordlund 1982;Ludwig et al. 1994;Vôgleret al. 2004).

For the other stars we do not hâve available 3D atmosphères, and therefore used 1D LTE plane-parallel models. Such 1D mod els were also used as a reference for the Sun and Procyon. In 2. For ail stars, except the Sun, we computed ATLAS9 (Kurucz 1993a(Kurucz , 2005a) models using the Linux version (Sbordone et al. 2004;Sbordone 2005) of the code. Ail these models hâve been computed with the "NEW" opacity distribution functions (Castelli & Kurucz 2003), which are based on solar abundances from Grevesse& Sauvai (1998) with 1 km s"1 micro-turbulence, a mixing-length parameter otmlt of 1.25 and no overshooting.

3. We used an ATLAS9 (Kurucz 1993a(Kurucz , 2005a) ) (3D) models of this kind is largely independent of arbitrary assumptions entering the constructions of standard 1D mod els. The only free parameter that has to be specified for the (3D) average model is the micro-turbulence to be used in related spectrum synthesis calculations.

The spectral synthesis calculations for the C05BOLD, LHD, ATLAS, and Holweger-Müller models were performed with the code Linfor3D (see http://www.aip.de/ ~mst/Linfor3D/linfor_3D_manual. pdf); for ATLAS mod els, we also used SYNTHE (Kurucz 1993b(Kurucz , 2005a)), in its Linux version (Sbordone et al. 2004;Sbordone 2005). This was used in the cases in which we wanted to compute a synthetic spectrum containing many fines from other atoms and molécules, to fit the observed data. The présent version of Linfor3D can handle at maximum a few tens of fines at a time, while SYNTHE does not suffer from such a limitation.

3D abundance corrections

The purpose of analysing a star both with 3D hydrodynamical models and 1D models is to dérivé "3D abundance corrections" that may be used to correct the analysis of other stars of similar atmospheric parameters, performed in 1D. It is clear that, from the computational point of view, 1D modelling (both model at mosphère and spectrum synthesis) is much more convenient than 3D modelling. It is unlikely that the computing power will increase in the near future to the level that 3D analysis of stellar spectra will be done routinely. On the other hand, it is conceivable that grids of hydrodynamical models will be constructed from which "3D corrections" can be computed, and these can be used to correct the results of a 1D analysis. Our définition of "3D correction" is made in order to take both effects into account at the same time.

If one wants to see the différence in abundance due only to the different mean température structure, one may compare the abundances derived from the horizontally and temporally averaged 3D model, which we defined above as the <3D) model, to the corresponding LHD model. On the other hand, if one wants to evaluate only the effect of horizontal température and fluctua tions, it is more appropriate to compare the 3D abundances with those derived from the (3D) model.

Data

For the Sun we considered two high-resolution spectra of the solar flux high signal-to-noise ratio (S/N thereafter).

1. The spectrum we refer to as "Kurucz flux" is based on fifty solar, Fourier-transform spectrometer (FTS) scans taken by J. Brault and L. Testerman at Kitt Peak, with a spectral res olution of the order of 300000 and S/N of around 3000, varying from range to range (further details can be found in Kurucz 2005b).

2. The "Neckel flux" refers to the Neckel & Labs (1984), absolutely-calibrated FTS spectra obtained at Kitt Peak, covering the range 330 nm to 1250nm. The spectral purity ranges from 0.4 pm at 330 nm to 2pm at 1250nm. This means that the resolution at 1045 nm is about 500000.

The spectra for Procyon and the other stars were obtained from the UVES Paranal Observatory Project (Bagnulo et al. 2003).

For the 670 nm and the 870 nm Unes, we hâve taken the reduced data présent on the UVES POP web site4, where the spectral resolution is about 80000. The Unes of Mult. 3 are not available in the POP reduced spectra, although inspection of the raw data reveals that these wavelengths are indeed recorded on the MIT CCD of UVES in the standard 860 nm setting, but the number of counts is very low (UVES is very inefficient at these wavelengths) and only about 1/3 of the order is présent on the CCD. For these two reasons a standard extraction with the UVES pipeline fails to extract this order. We downloaded the raw data and associated calibration observations from the ESO archive and reduced them using the UVES pipeline. We forced the ex traction of the last order in the 860 nm setting by declaring the number of orders to be found. This allowed a satisfactory order définition and subséquent order extraction.

Data analysis

To dérivé sulphur abundances we measured the équivalent width (EW) of the selected sulphur Unes and, when possible, fitted the Une profiles. For the triplet Unes, EWs were computed by direct numerical intégration using the trapeze sum rule or with the in tégration of a fitted Gaussian for weak Unes or Voigt profile for strong Unes, using the IRAF task splot.

Ail line-profile fitting was performed using the code described in Caffau et al. (2005), which performs a^2 minimisa tion of the déviation between synthetic profiles and the observed spectrum. In the fitting, the sulphur abundance, the level of the continuum, and a wavelength shift are left as free parameters, while the macro-turbulence has to be fixed a priori. (1998a); in this paper we collectively refer to this work as the "ABO" theory. Otherwise we relied on the approximation built into the SYNTHE spectrum synthesis suite (Kurucz 1993b(Kurucz , 2005a)). The comparison of this approximation to other ones can be found in Ryan (1998), who refers to its use in the WIDTH code (Kurucz 2005a). We note here that the approximation is used in SYNTHE and WIDTH for ail Unes for which literature data on the Van der Walls broadening do not exist, and not only for iron-peak éléments, as the reader might be induced to believe reading the paper of Ryan (1998).

We used a 3D CCFBOLD simulation for the sulphur analy sis in the Sun and Procyon. For e Eri (HD 22049), we computed the 3D-1D abundance corrections by using aC05BOLD simula tion whose parameters (7^= 5073 K, log# = 4.42, [M/H] =0.0)

were very close to its stellar parameters. For the Sun we considered the 675.7 nm triplet of Mult. 8, the 869 nm Unes of Mult. 6, and the three Unes of Mult. 3 even if we know that the bluest is blended.

The results are reported in Table 2 and are the EW for each feature (second column), the sulphur abundance derived from the EWs, and the results for the 3D corrections, assuming a micro-turbulence ^micro of 1.5 km s-1 and 1.0 km s-1 in the 1D models. The 3D corrections are always defined with respect to the corresponding 1D LHD model. In LTE, the 3D abundance corrections for the Sun tum out to be small. By magnitude this is compatible with the findings of Nissen et al. (2004), however, our corrections hâve the opposite sign. It is quite likely that the différence cornes about by the different choice of 1D reference atmosphère to which the corrections are related. In fact, Nissen Column ( 1) is the wavelength of the line followed by an identification flag. K means Kurucz flux, N Neckel flux: Col. ( 2) is the Equivalent Width;

Col. ( 3) is the sulphur abundance. A(S), according to the CO^BOLD 3D model: Cols. ( 4) to (11) give the abundances for a micro-turbulence of 1.5 and l.Okms-1 for the (3D), ATLAS. HM. and LHD model, respectively; Cols. ( 12) and ( 13) provide the 3D abundance corrections relative to the LHD model for a micro-turbulence of 1.5 and l.Okms-1, respectively; Col. ( 14) is the NLTE correction from Takeda et al. (2005a): Col. ( 15) the A(S) we finally adopted. LHD models were computed with otmlt of 1.5, ATLAS models with aMLT of 1.25.

6756.00 6757.00 6758.00 8693.00 8694.00 8695.00 8696.00

Wavelength (À) Wavelength (Â) Examining the disagreement between Unes more closely, we note that the 869.3 nm line is blended with molecular lines (C2 and CN), whose contribution we estimated to be 15% and which was consequently subtracted from the EW. However, considering the uncertainties in the log gf of these molecular lines, it is probably safer to discard this line. From the 675.7 nm triplet, we find A(S) = 7.136 ± 0.004 (where the error is now the stan dard déviation between the measures from the two observed so lar spectra), while the sulphur abundance is 7.204±0.021 in LTE There is an obvious trend in A(S) with EW. Note that, since this resuit is obtained using 3D atmosphères, we cannot invoke a micro-turbulent velocity to remove this trend. This effect could be explained if 3D-NLTE corrections are larger than the published 1D-NLTE corrections, as adopted here. If this were the case, the solar S abundance should be A(S) = 7.14, as indicated by the 675.7 nm triplet, which is virtually unaffected by NLTE. This resuit is also supported by analysis of the [SI] line at 1082 nm (Caffau & Ludwig, in press), whose departure from LTE is negligible, from which the sulphur abundance is 7.14.

However, the trend could hâve other explanations. At least in part, the line broadening theory employed could be inadéquate, Column ( 1) is the wavelength of the line; Col. ( 2) is the Equivalent Width; Col. ( 3) is the sulphur abundance, A(S), according to the C05B0LD 3D model; Col. ( 4) is A(S) from the (3D> model; Col. ( 5) is A(S) from the ATLAS 1D model; Col. ( 6) is A(S) from the LHD 1D model; Cols. ( 7) and ( 8) are the A(S) from fitting using a C05B0LD 3D and a ATLAS+SYNTHE grid, respectively; in ail 1D models a micro-turbulence of 2.1 km s"1 was assumed; Col. ( 9) is the 3D correction: Col. ( 10) is the NLTE correction from Takeda et al. (2005a); Col. (11) is the A(S) we adopted: Col. ( 12) is the statistical error. otmit is of 1.50 for the LHD model and 1.25 for the ATLAS model.

Wavelength (nm) Fig. 2. Procyon: the 3D fit (green/grey crosses) is super imposed on the observed spectrum (black solid line) for the S I 675.7 nm triplet.

as could be the case for the hydrodynamic velocity and tempér ature field of the C05BOLD simulation. Finally, we note that Asplund et al. (2005) find a solar LTE sulphur abundance of A{ S) = 7.14 ±0.05.

Procyon

For Procyon we adopt the stellar parameters derived by Steffen (1985), that is ren-=6500 K, log# = 4.0, and solar metallicity.

These stellar parameters are very close to the results of the most recent détermination due to Aufdenberg et al. (2005), who find T'en-= 6516±87 K, \ogg-3.95±0.02.For Mult. 8 and Mult. 6 we measure S/N = 400, for Mult. 3 S/N = 50. For the 3D fitting we assumed a Gaussian instrumental broadening with FWHM of 3.75 km s-1, corresponding to a spectral resolution of 80 000.

The results are reported in Table 3. The EW is given in the second column, and the next five columns show the sulphur abundance computed from EWs. The next two columns show the sulphur abundance from line profile fitting (see in Fig. 2 the fit of the 675.7 nm triplet); the two fines (869.3931 nm and 869.4626 nm line) of Mult. 6 are fitted at the same time. The 3D-1D correction is give in Col. (10), and Col. ( 11) reports, when available, the NLTE correction according to Takeda et al. (2005a). In the last but one column the adopted sulphur abun dance is given.

The standard déviation of the EW related to the finite S/N is computed according to Cayrel's formula (Cayrel 1988):

e(EW) = 1.6 x VFWHM x PixelSize sJn G)
where S/N is the signal to noise value, FWHM is the full width at half maximum of the line, and PixelSize is the size of the detector pixel in wavelength units. From the errors of the EWs, we computed the corresponding errors of A(S) using the curve of growth of each line. These errors are provided in the last column of Table 3.

For Procyon the 3D corrections are definitely not negligible, above ail for the strong fines of Mult. 3. This effect is not so évident in the Sun, which is cooler than Procyon. The 3D correc tions are negligible in the cooler e Eri (see Table 6). We note that the 3D corrections given in Table 3 are positive, implying thatfor a given abundance -the same fines are weaker in 3D than in 1D. This behaviour is opposite to the findings by Steffen & Holweger (2002), who argue that one should generally expect a strengthening of fines in 3D atmosphères. However, their argu ment is not strict and actually refers to the 3D-<3D) correction for weak (unsaturated) fines in the Sun. In fact, the weaker fines in Table 2 comply with the expected fine strengthening in 3D.

The fact that the différence in the 3D abundance to that de rived from the (3D> model (Cols. ( 3)-( 4) in Table 3) is of similar size as the total 3D-1D correction given in Col. ( 9) (Cols. ( 3)- (6) in Table 3) shows that the pronounced fine weakening cannot be the resuit of a different mean température structure in 3D with respect to 1D. In fact the abundances derived from the (3D) (Col. ( 4)) and the LHD model (Col. ( 6)) are very similar. Instead the fine weakening must be caused by the sizable horizontal tem pérature fluctuations présent in the photosphère of Procyon or by a substantially different effective micro-turbulence in 3D and 1D, respectively.

In order to explore this question somewhat further, Figs. 3 and4 depict the joint probability density of the (disk-centre)

EW of the 1045.9 nm fine and the neighbouring continuum intensity for the Procyon and solar 3D models, respectively. The contours illustrate the corrélation between continuum intensity and EW over the stellar surface. We find a bimodal distribution in the solar case, and a single peak and diffuse "halo" in the case of Procyon. The différence can be traced back to the qualitatively different formation heights of the fine. In the case of the Sun, the largest contribution to the fine absorption stems from the granular layers as such, while the maximum contribution is shifted to higher layers of reverse granulation in Procyon. While in the Sun température fluctuations in the continuum formation turbulence intrinsic to the 3D model. We note here that our adopted micro-turbulence of 2.1 km s-1 from Steffen (1985) is in agreement, within quoted errors, with those of Fuhrmann (1998), 7) is the adopted A(S): Col. ( 8) is the statistical error of A(S). In LTE we obtain a sulphur abundance of 7.400 ± 0.131, but while including NLTE corrections it becomes 7.278 ± 0.029.

Once NLTE corrections are applied the scatter becomes tiny and fully compatible with the noise in the data. We noted before that the 869.3 nm line is blended by molecular lines. If we discard this line, then A(S) = 7.250 ± 0.026. Thus, the différence is small. This is perhaps not surprising, since Procyon is hotter than the Sun, and molecular lines are less prominent in this spectral range.

HD 33256

The stellar parameters found in the literature for this star show little scatter. We assume = 6454 K, which we derived by fitting the H<a wings with a grid of synthetic spectra computed with ATLAS+SYNTHE. We recall that the SYNTHE code computes the van der Waals broadening of the Balmer lines according to the theory of Ali & Griem ( 1965) and the Stark broadening according to Vidal et al. (1973). Had we adopted the broaden ing theory of Barklem et al. (2000) we would hâve obtained a lower effective température, as pointed out, e.g., by Bonifacio et al. (2007). We assumed the stellar parameters log# = 4.00, Vsin(/)= 10kms~1,£miCro = 1.55 km s- The fit of the 675.7 nm triplet gives A(S) = 7.249, but, due to the presence of a distortion in the line profile, the fit was performed in a range that does not include the blue wing of the line. The S/N is 500 for the 600 nm and 800 nm ranges. In the range 1045nm we measure S/N = 28. The £Ws and sulphur abundances are reported in Table 5, and errors according to for mula (1) are provided in the last column of Table 5.

For this star the IR line at 1045.9 nm appears to hâve an unusual shape, and the core appears broad and fiat, unlike the other atomic lines in this spectrum; for this reason, we rejected this line. The triplet at 675.7 nm should also be rejected because the line profile appears distorted, possibly by a cosmic ray hit. lines are in good agreement. We attribute the abundance différ ence of 0.26 dex between the lines at 1045.6 and 1045.9 nm to the low S/N of the spectrum of Mult. 3.

e Eri (HD 22049)

For this star the stellar parameters found in the literature are again in good agreement. We take the parameters of Santos et al.

(2004) (Teff =5073 K, logg = 4.42, £micro = 1.05 km s-1 and

[Fe/H] = -0.13), because these are also the parameters used by Ecuvillon et al. (2004) for their sulphur abundance détermina tion. The projected rotational velocity V sin(i) = 3.0 km s-1 stems from Nordstrom et al. (2004).

For this star we measure S/N -300 at 670 nm and a bit lower than 300 at 870 nm, but S/N = 50 at 1045 nm. The results are reported in Table 6. The 3D abundance correction given in Col. ( 5) is the one for a star with TeJf = 5000 K, log g = 4.44, and solar metallicity.

Also the contribution of the iron line to the 1045.5 nm blend of Mult. 3 for this star is high (12% of the whole line), so we exclude this line from the S abundance détermination. The error of A(S) according to formula (1 ) can be found in the last column of Table 6.

The LTE sulphur abundance is A (S) = 7.208 ± 0.048, with NLTE correction 7.185 ± 0.067. Then A(S) = 7.148 ± 0.061, Column ( 1) is the wavelength of the line; Col. ( 2) is the Equivalent Width; Col. ( 3) is A(S) from ATLAS+Linfor3D; Col. ( 4) is A(S) from LHD+Linfor3D; Col. ( 5) is A(S) from fitting using an ATLAS+SYNTHE grid; Col. ( 6) is the 3D correction as 3D-LHD for a model of reff = 5000 K, log g -4.44 and solar metallicity; Col. ( 7) is the NLTE correction from Takeda et al. (2005a); Col. ( 8) is the adopted A(S);

Col. ( 9) is the statistical error of A(S).

N line Fig. 6. For each star. A(S) plotted as a function of the number of the line: 1 is the 675.7 nm triplet, 2 the 869.3 nm line, 3 the 869.4 nm line. 4 the 1045.5 nm line, 5 the 1045.6 nm line, and 6 the 1045.9 nm line. For the Sun, the error bar is related to the statistical error coming from the two observed flux spectra. For the other stars, it is related to the S/N through Eq. ( 1).

if we consider the two lines of Mult. 3, to be compared with 7.241 ± 0.010 from the 675.7nm and 869.4nm lines. For this star the agreement of the S abundance derived from the lines of Mult. 3 with that derived from other lines is worse than for other stars. We also note that the lines of Mult. 3 in the observed spectrum appear somewhat distorted and a higher 5 /N spectrum would be désirable to verify this resuit.

Discussion

The main interest of this investigation is the level of concor dance between the abundances derived from the lines of Mult. 3

and those derived from lines of other multiplets. Our results are summarised in Fig. 6, where the value of A(S) for each line is plotted for ail stars. There is no évident trend of A(S) with re spect to the line used to obtain the abundance, except for the Sun, for which we hâve noted the strong A(S)-EW corrélation.

At this stage it is not clear if accounting for NLTE effects in the 3D model may solve this problem. Flowever, the good agree ment obtained for the other stars is encouraging and suggests that SI Mult. 3 is indeed a valuable abundance indicator. The fact that these abundances are consistent for stars of different spectral types suggests that ail the oscillator strengths are on the same scale, and there is no systematic différence between the different multiplets. We repeat that the error of the log gf for ail lines used here is of the order of 50%, and better laboratory or theoretical oscillator strengths would be highly désirable.

There is a tendency to underestimate the EWs when the ob served spectrum is broadened by an instrumental profile. Tests on strong solar lines, for which we hâve a very high-S/A spec trum show a lower value for the measurements of the EW of more than 3%, when broadened to a resolution of R ~80 000.

When dealing with an observed spectrum of lower quality, we expect this effect to be even stronger. According to our simula tions an IR low-quality (S /N -20) spectrum can lead to measure an EW of a strong line that is 10% lower than the true value, because the wings are lost in the noise.

Our main conclusion is that Mult. 3 can be used successfully to measure the sulphur abundance in the sample of stars we hâve considered in this work. We believe that this analysis can be extended to metal-poor stars, where the measurement of Mult. 3 lines with the IR spectrograph CRIRES seems particularly promising.

1. Sun:

The 675.7 nm sulphur triplet is not blended and is reproduced well in comparison with synthetic spectra, when using the atomic data reported in Table 1. We do not consider the sul phur triplet at 674.3 nm whose shape in the solar observed spectra is not well-reproduced, perhaps due to blending by a CN line. The 674.8 nm sulphur triplet is also discarded because of a blend with vanadium, calcium, iron, and titanium, whose atomic data are not well-known.

The two sulphur Unes of Mult. 6 in the range 870 nm are both well-reproduced by synthetic spectra. The lines are situated very close to each other, so we fitted both simultaneously in the 1D analysis. In the 3D analysis we concentrated on the 869.4nm line. The 869.3 nm line is blended with molécules (CN and C2), and it is weaker than the 879.4 nm line. We computed the EW of the contribution of molécules in the range of this line to dérivé the sulphur abundance from this line.

In this work we did not consider the Mult. et al. (2000) for the most recent astrometric studies of this star.

The angular diameter was measured directly by Brown et al. (1967), Hanbury Brown et al. (1974) and, more recently, by Shao et al. (1988), Mozurkewich et al. (1991), di Benedetto (1998), Nordgren et al. (2001), [START_REF] Mozurkewich | [END_REF],

and Kervella et al. (2004).

The distance from Hipparcos and orbital motion studies are reported in Gatewood & Han (2006).

The surface gravity of this star is known from the orbital data and diameter measurements: log # = 4.0 with an error less than 0.1, in agreement with Allende Prieto et al. (2002), who obtained log g = 3.96 ± 0.02.

The effective température dépends on the method used to derive it. Critical reviews of values obtained by various authors with different methods are summarised in Steffen (1985) and in Kato et al. (1996). The values range from 6400 K (the lowest value derived from the continuum and IR fluxes) to more than 6800 K (from the ionisation balance of Fe). By excluding the high values derived from line spectrum analysis, the highest Teff value dépends on the value of the mixinglength adopted in the models; a lower mixing-length corre sponds to a lower convective flux, hence to a higher tempér ature gradient at the bottom of the the atmosphère (Kato & Sadakane 1982). A synthetic spectrum at an effective tem pérature of 6500 K with o:mlt = 0.5 agréés with Balmer line profiles (Fuhrmann et al. 1994).

We give more weight to the value derived from the flux distribution and adopt 6500 K and ascribe the higher values required to fit the ionisation balance to the inaccuracy of the structure of the atmosphère adopted in 1D mod els. These models require a higher Teft-to describe the outer atmospheric layers where the lines are formed.

Further proof of the inadequacy of the structure of the 1D models is given by the extensive discussion on the dériva tion of the atmospheric parameters by Luck & Heiter (2005) based on the choice of the model that fits the spectroscopic data better; they obtain Tetr =6850 K, log g = 4.55, £micro = 2.4 km s-1.

A sélection of stellar parameters from the literature is given in Table A.l.

HD 33256:

HD 33256 is slightly cooler than Procyon (F5 IV-V) in spite of the earlier spectral type given in Simbad and the Bright Star Catalog (BSC), F2V. It is slightly métal déficient and so has weaker lines than a solar abundance star. This is at the origin of its being earlier than Procyon's spectral type. In fact the new accurate classification by Gray et al. (2003) is

F5.5V (kF4, mF2).
It is not far from the Galactic plane, with its Galactic coordinates: 208.83, -24.83. It is a thin disk star according to Bensby et al. (2003). The S abundance has been measured

by Takada-Hidai et al. (2002). These authors adopted [Fe/H] from Edvardsson et al. (1993), while they derived tempéra ture and gravity (see Table A The star seems to be cooler than spectral type G9, as found in the Simbad data base. We keep the stellar parameters from Valenti & Fischer (2005).

It is remarkable that, although the Ha profile is not very sen sitive to effective température for such a cool star, from the fitting of the wings of Ha we obtain: Tt$ =4726 K, which is in very good agreement with the température derived from the B -V colour: B -V = 1.00 implies = 4700 K. et al. (2000). The star has a high level of magnetic activity inferred from chromospheric activity consistent with a relatively young âge, less than 1 Gyr. Observational and theoretical searches for the signature of planetary/brown dwarf objects in the structure of the dust disk around this star are underway by Benedict et al. (2006). A sélection of stellar parameters is listed in Table A.3. Sulphur abundances in Milky Way (MW) stars hâve been obtained by several authors in the latest years (Nissen et al. 2007;Caffau et al. 2007;Ryde 2006;Caffau et al. 2005b;Kom & Ryde 2005;Nissen et al. 2004;Ryde & Lambert 2004, among the most recent), but agreement on its behavior at low metallicities is not reached yet. While some of the cited au thors (e.g. Nissen et al. 2007) & Rebolo 1989, and more recently by François et al. 2004, andGonzalez Hernândez et al. 2008).

It is perhaps surprising that sulphur has been studied up to now almost exclusively in field stars. To our knowledge, the only analysis of the S abundance in globular clusters is also the only one for extragalactic stars (Caffau et al. 2005a, in Terzan 7, one of the globular clusters of the Sagittarius dwarf Spheroidal Galaxy), where it behaves consistently with the rest of the aelements studied in the cluster, showing a low ratio with iron typical of dwarf spheroidal Systems (Tautvaisiené et al. 2004;Sbordone et al. 2007). But on the other hand, S measurements are totally missing in MW Globular Clusters (GC). Globular

Clusters are somewhat peculiar environments regarding Chemi cal enrichment, displaying some peculiar abundance anomalies and abundance corrélations which hâve never been found elsewhere (for a review see Gratton et al. 2004). Among them the most well known is likely the so-called O-Na anticorrelation, which appears to be widespread in MW globular cluster stars, and the Mg-Al anticorrelation. The nucleosynthetic processes responsible for this are believed to be essentially understood, since the Chemical yields match well the ones derived from pcapture processes occurring in (or near) régions where H is being bumed via the CNO cycle at sufficiently high températures (Gratton et al. 2004). On the other hand, such a condition is reached during different phases of stellar évolution, so that the actual processing site is still debated, as well as the mechanism through which the enriched gas is dispersed inside the clus ter (Ventura et al. 2002;D'Antona et al. 2005;Decressin et al. 2007). There is nevertheless some consensus that the yields should be released through slow moving ejecta, thus allowing the GC gravitational potential to retain them more easily.

We présent here the first sulphur abundances in the GC 47

Tue and NGC 6752, both of which display évident Na-0 and Mg-Al abundance anticorrelations. They are also the only two clusters where a Na-Li anticorrelation has also been observed (Pasquini et al. 2005;Bonifacio et al. 2007).

Observational Data

The spectra analysed in this paper hâve been acquired in the course of the ESO-Large Programme 165.L-0263.

Observations, atmospheric parameters and abundances for élé ments other than S hâve been presented in Gratton et al. (2001), Carretta et al. (2004), andBonifacio et al. (2007). We are here concemed only with the dichroic #2, CD4 cross-disperser UVES@VLT (Dekker et al. 2000) spectra (setting centered at 760 nm). For most observations the slit width was of 1" for a resolution of R~43000. For the purpose of the sulphur mea- 

Analysis

The atmospheric parameters hâve been taken from Gratton et al. (2001) for the stars in NGC 6752 and from Carretta et al.

( 2004) and Bonifacio et al. (2007) (for star # 952) for the stars in 47 Tue. 47 Tue stars hâve a typical température of 5800 K for the TO stars (log g=4.05) and of 5100 K for the sub giants (log g=3.84), the four NGC 6752 share the same atmo sphère parameters, TCff =5347 K log g=3.54. For each star we computed a model atmosphère using version 9 of the ATLAS code (Kurucz 1993b(Kurucz , 2005a) ) running under Linux (Sbordone 2005;Sbordone et al. 2004). We used the updated Opacity Distribution Functions of Castelli & Kurucz (2003) with micro turbulent velocity of 1 km s-1 and enhancement of a-elements.

The synthetic spectra were computed using the SYNTHE suite (Kurucz 1993b(Kurucz , 2005a) ) running under Linux (Sbordone 2005;Sbordone et al. 2004).

The strongest fines of S i in the optical range are the fines of Mult. 1 (three fines around 923 nm) and of Mult.6 (two fines at 869 nm, see Table 1 ). We were unable to convincingly detect the fines of Mult. 6 in any of our spectra, we therefore did not even search for Mult. 8 ( around 675 nm) which is weaker. Our analysis is therefore based exclusively on the fines of Mult. 1.

We adopt the log gf values of the NIST database, which holds the values of Wiese et al. (1969), which are experimental but of D quality, corresponding to a possible error up to 50 % (see Table 1 for the values). A thorough discussion of the available values for S i atomic data is avilable Caffau et al. (2005b).

The fines are in a spectral range contaminated by telluric absorption, so that they are rarely ail free from telluric contam ination. Moreover, due to the low metallicity of the two clus ters examined and to the low S/N ratio of the spectra, in most cases, only one of the S i fines of Mult. 1 is détectable. Due to the radial velocity of the clusters, the fine which happens to be the most often unblended is the one at 922.8 nm, that is the line laying on the wing of the hydrogen Paschen £ line. The measurement of the équivalent width (EW) of lines falling on the wings of broad features is not easy, and produces a value which is usually lower, with respect to the true EW, by about 5% (Caffau et al. 2005b). To détermine the sulphur abundance a line profile fitting procedure, taking into account the profile of the Paschen £ is to be preferred. The other two lines of Mult.

1 are far enough from the Paschen £ not to be affected by it, so that for these lines the EW measurement would be a good choice. To keep the analysis as homogeneous as possible we nevertheless decided to détermine the sulphur abundance using line profile fitting for ail the unblended features. Such fit ting was performed by means of the code described in Caffau et al. (2005b). In the fitting procedure, the line broadening was kept fixed at the instrumental level (7 km/s). At this rés olution, and with this S/N ratio, typical macroturbulent and/or rotational broadening would not affect the measurement significantly. We discarded the lines contaminated by telluric ab sorption because the telluric line subtraction from a spectrum decreases the S/N that is already low. Also, we did not possess fast rotator spectra taken at the same time as the science exposures, which would hâve imposed to rescale the telluric features, an operation which would add further uncertainty to the measurement. Line-by-line S abundances are listed in Table 1.

The S i lines of Mult. 1 are known to suffer from departures from LTE (Takeda et al. 2005). We therefore applied the NLTE corrections, interpolated in table 2 of Takeda et al. (2005) to take this effect into account. For our programme stars these are ail négative and range between -0.1 and -0.3 dex.

Estimation of analysis uncertainties

Uncertainty in the S abundance détermination stems from both the limited S/N ratio of the spectra and the systematics of the analysis. To détermine the effect of S/N we followed the same 2004) subgiants be increased.

3D corrections

We computed 3D corrections for the S i 922.8 nm line, for a set of atmosphère models encompassing the parameters of our program stars. In Table 2 we présent the resulting values.

Assuming an équivalent width of 12 pm (typical for the observed stars), we tabulate the différence between the abundance needed to reproduce the Equivalent Width (EW) in the 3D

CO^BOLD model (Freytag et al. 2002;Wedemeyer et al. 2004) and the one needed when using the comparison 1Dlhd model (Caffau et al. 2007). As such, the 3D abundance is obtained by adding the correction to our 1D abundances. Table 2 reports the model parameters as well. 3D corrections appear to be on average 0.15 dex and positive, and appear highly homogeneous across the explored parameter space. In particular, the différ ences in the corrections for TO and SG stars are small. They hâve not been added to our measurements in the table and in the figures, since comparison éléments, in this and other studies do not hâve 3D corrections applied.

Results

Our results are summarised in Tables 3 and4. For the reader's information we report there also some information on our pro- gram stars extracted from Gratton et al. (2001) and Carretta et al. (2004). The other abundances coming from these papers are always 1D-LTE values, with the exception of Na, which had NLTE corrections applied according to Gratton et al. (1999).

n 1 , . , -'-'-1-i-1-1-1-i-1-1-1-r-: # # # # \ 0.
We adopted a solar sulphur abundance of A(S)=7.21 in the [S/Fe] détermination.

In NGC 6752, due to its low metallicity ([Fe/H]=-1.43),

we were only able to measure the sulphur abundance in the four subgiant stars. In the fainter TO stars the S/N ratio was too low to detect the S i fines. From the four subgiants we derive < [S/Fe] >= +0.49 ± 0.15. Our estimated error on the sulphur abundances is 0.2 dex, dominated by the noise in the observed spectra. Thus the dispersion around the mean is fully compatible with the errors. Moreover, [S/Fe] in NGC 6752 is fully compatible with the value found among field stars at this metallicity (see Caffau et al. 2005b figure 10).

For the more metal-rich cluster, 47 Tue, we hâve been able

to measure at least one S i fine for ail the stars. In star 201075

ail the three fines of Mult. 47 Tue is believed to display Na-0 as well as Mg-Al abundance anti-correlations (Carretta et al. 2004). We thus decided to check for possible corrélations between S and some of the cited éléments. Sulphur has never been measured before in 47 Tue but interesting insight can be gained regarding other éléments by comparing Carretta et al. (2004) with the ones obtained by Brown & Wallerstein (1992), Alves-Brito et al. (2005), and Koch & McWilliam (2008). In Given the fact that most low-S stars (and low-Na stars)

are TO stars, it is worth investigating whether diffusion in the stellar atmosphère might be responsible for the observed abundance spread and its corrélation with the Na abundance.

One would in this case expect TO stars to be most affected 1 This is équivalent to say that the likelihood of the null hypothesis is 2.2 %. This is the likelihood that random errors applied to otherwise uncorrelated distributions might produce a level of corrélation (ta-) equal or superior to the observed one.

by diffusion, while SG stars should not display them anymore due to the deeper reach of their atmospheric convective zone.

According to current models this is not a viable explanation of too small to explain the observations.

Discussion

The sulphur abundance in NGC 6752 agréés with the general trend of tr-elements in the field, and does not présent any signif iant spread. In 47 Tue the situation is less clear. The presence of a signifiant corrélation between the S and Na abundance, and the hint of a S/Si corrélation, suggest that the S abundance spread might indeed be real.

Recently Koch & McWilliam (2008), in a thorough anal ysis of 47 Tue, based on high quality spectra of bright giants, found only a very limited spread in abundances, and were unable to confirm the presence of a signifiant spread in O, Na, Al and Mg. Such discrepancy with the results of Brown & Wallerstein (1992), Carretta et al. (2004), Alves-Brito et al.

(2005), and Bonifacio et al. (2007) has not found to date a satisfactory explanation. This is not the venue to reassess in detail the work of the cited authors. Suffice to say that, applying an error analysis similar to the one above sketched for sulphur, the reality of the spreads in 47 Tue as well as their corrélation appear dirticult to dismiss.

In Fig. 4 we plot [Si/Fe] versus [Mg/Fe] for our stars (abun dances are taken from Carretta et al. 2004), the sample of Brown & Wallerstein (1992) and the one of Koch & McWilliam (2008). Symbols are the same as in Fig. 2 and3. The first thing that can be noted here is that, with the exception of star 4822, our sample and the one of Koch & McWilliam (2008) présent in fact the same spread in [Mg/Fe], but a very different one in [Si/Fe], A word of caution should be here given regarding

Silicon: it appears that Si shows a systematic discrepancy be tween TO and RGB in extremely métal poor stars (McWilliam 1997;Cohen et al. 2004;Bonifacio et al. 2009). The reasons of the discrepancy are not known, NLTE effects being a possibility. The sense and amount of the discrepancy is compati ble with the one seen here, so there exists the possibility that the Si spread is not real. On the other hand, such an effect has never been reported on stars as métal rich as the ones in 47 Tue.

Another element for which the various authors do not reach a satisfactory agreement is Ca. Average [Ca/Fe] is 0.34 in Koch & McWilliam (2008), 0.18 in Carretta et al. (2004), but solar according to Brown & Wallerstein (1992) and Alves-Brito et given critical radius (Wünsch et al. 2008). As a resuit the inner part of the cluster would not only retain the yields, but also expérience an accelerated star formation. Whether this might be the case on the smaller scale of normal GC (or whether some/all the GC might form as superclusters) is anyway uncer tain. Core collapse SN are a source of Na as well, and we see that the Na abundance correlates well with the S abundance.

The applicability of the aforementioned model thus relies on the (yet unexplored) possibility that high Na-yield and high ayield (or at least high S-yield) happen together.

An altemate way to produce S and Si would be through proton capture reactions. This is the same source invoked to explain the Na overabundance, which would be an obvious advantage. On the other hand, S should this way be produced through the ?1P(p,y)32S reaction. The phosphorus abundance in 47 Tue is unknown, and in general, knowledge about P production channels and abundances in stars are sketchy at best (see Caffau et al. 2007, and référencés therein). However, P in the Sun is roughly 3 dex less abundant than S. If the same abundance ratio holds at lower metallicities, it would be impossible to produce any significant amount of S at expenses of P. Phosphorus should then be formed at expenses of Si, which should then anticorrelate with S, which is not the case.

The next abundant enough seed is Mg (Mg -» Al -» Si -» P -> S), which indeed might show weak signs of anti-correlation with Si (Fig. 4), although they are below any statistical significance. Given the very scarce knowledge about P abundances and production mechanisms, one might even suppose the "original" 47 Tue P abundance to be heavily enhanced, thus providing enough seeds to form ~0.2 dex of S. P abundance has never been measured in 47 Tue, but its abundance has been determined very recently in Horizontal Branch (HB) stars in NGC 6397 and NGC6752 (Hubrig et al. 2009), where it appears strongly enhanced, by more than 2 dex in NGC 6752, and almost 3 dex in NGC 6397. Chemical anomalies in H B stars are usually attributed to diffusion effects, but the current models (Michaud et al. 2008) do not seem to be account for more than ~0.7 dex of P enhancement in the photosphères of HB stars of similar température. We thus think that the possibility of an enhancement of P abundance in globular clusters cannot be ruled out at the moment.

Chapter 6

Metal-poor stars

As the Universe emerged from the hot and dense phase called the big bang, its Chemical composition was extremely simple: stable isotopes of hydrogen and hélium and traces of 7Li. The first stars which were formed must hâve had this primordial composition. However, the nuclear reactions at work in the stellar interiors very quickly manufactured heavier nuclei ("metals" in astrophysical parlance) and the massive stars which exploded as super novae "polluted" the primordial medium with metals. The lack of metals in the primordial gas did not allow efficient cooling of the gas contracting under the effect of gravitational force. This should hâve led to the formation of massive stars which very quickly exploded as supernovae. Such arguments are usually alleged to explain the fact that no star of primordial composition (zéro metals) has so far been found. In fact, a low mass star (0.8 solar masses)

formed immediately after the big bang would still be shining today on the Main Sequence.

The above arguments, however, ignore the fact that, as a gas rotating cloud contracts, it may fragment due to centrifugal forces. From the theoretical point of view it is not simple to follow the contraction of a metal-free cloud and although the majority of investigations conclude that low mass stars of primordial composition cannot hâve formed, others find that a small number of such stars may hâve formed. From the observational point of view the dedicated surveys which hâve been looking for primordial stars in the last thirty years are not yet deep and extensive enough that the existence of such stars may be excluded in a statistical significant level. This is a reason why it is interesting to continue such searches. Another reason is that, as a by-product, one finds many extremely-metal-poor (EMP) stars, i.e. of metallicity less than 1/1000 solar. Such stars are the descendants of the first générations of stars. Their atmosphères are the fossil record of the interstellar medium at the time they formed, which corresponds to redshift z of 10 or greater. Such a Chemical composition can provide fundamental constraints on the properties of the first générations of stars thus providing indirect information on their masses and on their output of ionising photons, which must hâve played a rôle on the re-ionisation of the Universe.

6.1

The ESO Large Programme "First Stars"

The HK Survey (Beers et al., 1985(Beers et al., , 1992;;Beers , 1999) is objective-prism survey aimed at the détection of stars of very low metallicity. The objective prism images were acquired with the 61 cm Curtis Schmidt telescope at the Cerro Tololo Inter-American Observatory and with its twin instrument Burrell Schmidt at Kitt Peak National Observatory. The objective-prism was combined with a narrow bandpass ( 15 nm) filter centred near 395 nm. The metal-poor candidates were selected by visual inspection of the spectra with a low power binocular mi croscope to assess the strength of the Can K line compared to hydrogen lines. The survey could observe objects as faint as B « 16. The candidates extracted from the objective prism images had to be confirmed by medium resolution spectroscopy (R~2000) obtained on 2m class télescopes (see Allende Prieto et al., 2000, for the medium resolution follow-up using the Isaac Newton Telescope at La Palma) and accompanied by multicolour photometry (Doinidis & Beers, 1990;Preston et al., 1991;[START_REF] Doinidis | [END_REF]Schuster et al., 1996Schuster et al., , 1999;;Norris et al., 1999;Anthony-Twarog et al., 2000;Bonifacio et al., 2000;Schuster et al., 2004;Beers et al., 2007). In year 2000 enough interesting candidates had been identified from the follow-up programme to justify a large campaign of high resolution follow-up spectroscopy. This took the place as ESO Large Programme 165.N-0276, an international collaboration, lead by Roger Cayrel, and denominated "First Stars". The programme was allocated a total of 39 nights at the VLT telescope to use the U VES spectrograph. Observations were carried out between ESO periods 65 and 68, and the spectra hâve a typical resolution of 43 000.

The most interesting results of the large programme "First Stars" are summarised in Bonifacio et al. (2009). In the "Large Program" 18 turn-off stars hâve been observed, and the data analysis is described in Bonifacio et al.(2009) that is now accepted for publication in A&A. In this paper the abundances of ail available éléments are obtained and compared with the results from the sample of giants (Cayrel et al., 2004). My rôle in this work was related to computation of the 3D corrections. We computed 3D corrections for some éléments (C, Si, Ti, Sc, Cr, Mn, Fe, Co, and Zn) for two models of dwarf and one single snapshot of a giant. 3D effects act in different way on metal-poor models of dwarfs and giants. The cooling effect présent in the température structure of a 3D model of a dwarf, is much less évident for models of giants. The resuit of my computations was that the discrepancies found in the abundance ratios of giants and dwarfs for the above éléments cannot be rooted in 3D effects.

published, up to know there are 19 refereed papers published, which make use of the data acquired in the course of this large programme.

In this contribution we highlight the main results of the large programme.

2 Uranium in a EMP Star

The first surprise came quite early in the programme, Vanessa Hill was conducting the observations in August 2000 when she realised, from the quick look data, that the giant CS 31082-001 had an exceptional spectrum, characterised by extremely low metallicity and a large enhancement of the r-process éléments. She was in fact able to identify immediately the Th II 401.9 nm line, which displayed a remarkable strength. This induced her in the following nights to acquire blue spectra of higher resolution with slicer #2 in the hope of being able to identify and perhaps measure uranium in this star. The star is now often colloquially dubbed as "Hill's star", and in fact her intuition proved correct since this was the first metal-poor star for which it was possible to measure the uranium abundance, opening up a new possibility for nucleochronology [6,12]. This star actually showed how little we knew on the r-process. While Th/U proved to be a reliable chronometer Eu/Th and Eu/U provided unrealistically small âges, using the then available production ratios. Also Pb in this star is a real puzzle, in fact the majority of lead in this star is what you expect from the decay of Th and U, leaving very little space for Pb production during the r-process [13].

3 The Spite Plateau at the Lowest Metallicities Ever since Monique and François Spite discovered that warm metal-poor stars share the same Li abundance (the Spite plateau) [17,18], there has been an active research on this field. What we wish to understand is if this plateau indicates the primordial Li abundance, as initially proposed [17,18], or not.

The "First Stars" large programme allowed to explore the Spite plateau at the lowest known metallicities. There are no known dwarf stars with a metallicity (meant as Z, total metallicity, not [Fe/H]) lower than the stars shown in Fig. 1.

The data are those of [5] and [11], the picture which emerges is that the plateau seems to continue at the lowest metallicities. It is possible that there is a larger scatter, however the impact on this picture of stars in which lithium may hâve been partially depleted is yet unclear. The différence in lithium content between the two components of the binary System CS 22876-32 has no clear explanation. The cooler component (star B) has an effective température of 5900 K and should not display Li déplétion according to standard models.

From the cosmological point of view there is a tension between the value of the Spite plateau, A(Li) ~2.1 and the value predicted by standard big bang nucleosynthesis, when the baryonic density derived from the power spectrum of the When we started the large programme, several of us, were expecting that at the lowest metallicities we would begin to see the effects of the pollution of very few supemovae (SNe), possibly a single supemova. As a conséquence we were expect ing considérable scatter in the abundance ratios, which would be the signature of the different masses of the polluting SNe and incomplète mixing of the gas in the early Galaxy. To the suiprise of several of us we found instead that the majority of éléments C to Zn display a remarkable uniformity, with well defined trends with metallicity [7], The scatter in these trends can be totally explained by observational error. One explanation of this low scatter is an efficient mixing of the early Galaxy.

[Fe/H]
Altematively one could argue in favour of a narrow range of masses of SNe actually contributing to Chemical enrichment.

The exceptions, among lighter éléments, were Na and Al, that displayed a star to star scatter larger than observed for other éléments. This excess scatter also made the définition of trends somewhat ambiguous. A reanalysis of both éléments using full NLTE line formation was in fact able to solve the problem [1,2]. Sodium appears to be constant with metallicity among EMP stars, with |Na/Fel = 0.21 =1= 0.13, and the same is true for aluminium with [Al/FeJ = 0.08 ± 0.12.

The observations of C and N, showed that in a [C/Fe] vs. [N/Fe] diagram the giants split nicely into two groups, one with high [N/Fe] and low [C/Fe], which we call "mixed", the other with lower [N/Fe] and higher [C/Fe] which we call "unmixed" [19,20]. As expected from the theory of stellar évolution "mixed" stars are typically the more luminous giants, although there are a few exceptions.

At variance with lighter éléments the n-capture éléments display a large scatter, which cannot be explained by observational errors [10]. Such scatter. coupled with the very uniform ratios of the lighter éléments demands an inhomogeneous Chemical évolution. Already from the results of CS 31082-001 it was clear that the r-process is not "universal" and several r-processes may be needed. The data on n -capture éléments clearly indicates that a second r-process is the main production channel at

[Ba/H] < -2.5.

Among the dwarf stars we found four which were C enhanced [14,15]. In ail of 

Introduction

The surface composition of a cool star is a good diagnostic of the Chemical composition of the gas from which it formed, if mixing with material processed inside the star itself has not occurred. Cool, long-lived stars hâve thus been extensively used to study the early Chemical évolution of our Galaxy (and, by implication, other galaxies as well). The trends in abundance ratios which hâve been established over the last 30 years pro vide important constraints on the early Chemical évolution of the Milky Way (see Cayrel 1996Cayrel , 2006 for classic and recent reviews of the topic).

Our own programme, "First Stars", is a comprehensive spectroscopic study of extremely metal-poor (EMP) stars to obtain précisé information on the Chemical composition of the early ISM and the yields of the first generation(s) of super novae, conducted with the VLT and UVES spectrograph. The target stars hâve been selected from the medium-resolution follow-up (Beers et al. in préparation;Allende Prieto et al. 2000) of the HK objective-prism survey (Beers et al. 1985, 1992and Beers 1999), initiated by George Preston and Steve Shectman, and later substantially extended and followed up by Beers as part of many collaborations, including the présent one.

Several papers hâve presented our results on the giant stars, compare the results for dwarfs and giants.

Observations and réduction

The sample of stars and the observational data are the same as discussed in Paper VII (Bonifacio et al. 2007). The ob servations were performed with the ESO VLT and the highresolution spectrograph UVES (Dekker et al. 2000) at a reso lution of R-45,000 and typical S/N ratios per pixel of ~130 on the coadded spectra (average 5 pixels per resolution el ement). The spectra were reduced using the UVES context within MIDAS (Ballester et al. 2000); see paper V for details.

The région of the Mg i b triplet in our spectra is shown in Fig. 1 (see also Fig. 1 of Paper VII, which shows the Li line in the same stars). Equivalent widths were measured on the coadded spectra. For a few stars, for which spectra with different resolu tions (different slit-width, or image slicer used) were available, we coadded separately the spectra with the same resolution and then averaged the équivalent widths.

Détermination of atmospheric parameters

We hâve carried out a classical 1D LTE analysis using OSMARCS models (see, e.g., Gustafsson et al. 1975Gustafsson et al. , 2003Gustafsson et al. , 2008)). Estimâtes of Te(r were derived from the wings of Hcr, log g estimâtes were obtained by considération of the ionisa tion equilibrium of iron. Microturbulent velocities were fixed by requiring no trend of [Fe i/H] with équivalent width. Details are given in "First Stars VII", together with an extensive dis cussion of the effective température scale. In that paper we es tablished that our Hcr based températures satisfy the iron ex citation equilibrium and are also in good agreement with the Alonso et al. (1996) colour-temperature calibration, which we used for the giant stars (Cayrel et al. 2004) The adopted param eters are listed in Table 1.

The parameters of the subgiant star BS 16076-006 require a comment, because the Balmer line broadening in this star increases from Hcr towards the higher members of the Balmer sériés. Our adopted Teff (5199 K) is derived from the wings of Hcr, but the wings of Hd correspond to a much higher effective température, of the order of 5900 K. Ail values of Ten derived from colours are also consistently higher than derived from the Hcr profile, confirming this peculiarity. This star was also analysed from medium-resolution ESI -Keck spectra (R=7000) by [START_REF] Lai | [END_REF], who adopted a Teff= 5458 K, based on photometry. Such a Tcn-is compatible with the profile of H y, but too low to reproduce the profile of H£. The reason for this peculiar behaviour (e.g. a binary companion or chromospheric activity), needs further investigation, but the three radial velocities of de rived from our two spectra and that of [START_REF] Lai | [END_REF] show no evidence of variation. None of our results dépends critically on the abundances of this star, however.

Abundance détermination

The abundance analysis was performed using the LTE spec tral line analysis code "Turbospectrum" (Alvarez and Plez, 1998). The abundances of the different éléments hâve been determined mainly from the équivalent widths of unblended fines.

However, synthetic spectra hâve been used to détermine abun dances from the molecular bands, or in cases when the fines were severely blended, affected by hyperfine structure, or were strong enough to show significant damping wings (see Sect.

6.1). The abundances of C and the a éléments (as well as for éléments are listed in Table 3.

Abundance uncertainties are discussed in detail in Cayrel et al. (2004) and Bonifacio et al. (2007). For a given tempér ature, the ionisation equilibrium provides an estimate of the gravity with an internai précision of about 0.1 dex in log g, and the microturbulent velocity can be constrained within about 0.2 km s"1. The largest uncertainty cornes from the température dé termination, which is uncertain by ~100K.

The total error estimate is not the quadratic sum of the various sources of uncertainty, because the covariance terms are important. As an illustration of the total expected uncertainty we hâve computed the abundances of CS 29177-009 with dif ferent models: Model A has the nominal température 6260 K, gravity (log g = 4.5), and microturbulent velocity (v, = 1.3 km s"1), while Models B and C differ in log g and v, by 1er.

Model D has a température 100 K lower and the same log g and v,, while in Model E we hâve determined the "best" values of log g and v, corresponding to the lower température. The detailed results of these computations are given in Table 4. [Fe/H] is shown to the left of each spectrum. In these EMP stars, the triplet Unes hâve no damping wings. Thus, we find a moderately significant différence between the C abundances in the giants and the tumotf stars (Fig. 2). We discuss the possible causes of this discrepancy in Sec.l 1. The mean [C/Fe] has been computed excluding the binary turnoff star CS 29527-015, which appears to be quite carbon rich (Fig.

C, N, O abundances

2).

Nitrogen

Generally, the NH (and CN) bands are not visible in the spectra of EMP turnoff stars (the stars are too hot), so N abundances can only be measured in strongly N-enhanced stars (First Stars X). The subgiant BS 16076-006 exhibits a weak NH band, however, and we find [N/Fe]= +0.29 for this star, taking into account the correction of -0.4 dex derived in Paper VI.

Figure 3 shows the measured [N/Fe] ratios for our sample of "unmixed" giants (Paper VI). BS 16076-006 agréés with (and thus supports) the high [N/Fe] values found in the giants at the lowest metallicities.

Oxygen

We hâve not been able to measure O abundances for any of our Our spectra of the dwarfs discussed in the présent paper do not cover the OH lines in the UV. The success in the case of CS 22876-032 suggests that these lines probably offer the only option for measuring O abundances in EMP dwarfs.

6. The a éléments: Mg, Si, Ca, Ti Fig. 4 présents the observed [a/Fe] ratios in our EMP dwarf and giant samples.

A priori, we expect to find the same mean abundance for these éléments in dwarfs and in giants, and this is what we see for Ca. However, the mean [Mg/Fe] and [Si/Fe] ratios are ~0.2 and 0.3 dex lower in the EMP dwarfs than in the giants, while the mean abundance of [Ti/Fe] ratio is higher in the dwarfs by about 0.2 dex. What are the possible causes of these différ ences?

6.1. Magnésium

In Fig. 4, the Mg abundance for the giant stars has been derived from a full fit to the profiles of the Mg lines, in contrast to the results given by Cayrel et al. (2004, Paper V). The équivalent widths of the Mg lines are often quite large (EW > 120mA), and in Paper V we underestimated the équivalent widths of these lines by neglecting the wings. For the most Mg-poor stars in our sample the lines are weak and the différence negligible, but it is quite significant in most of our stars, with a mean systematic différence of about 0.15 dex. In the dwarfs, the abun dance has been derived from profile fits to the strongest lines (the lines at ~383 nm, which are also located in the wings of a Balmer line); and from équivalent widths for the weak lines.

Silicon

In the cool giants the Si abundance is derived from a line at 410.3 nm. This line (multiplet 2) is located in the wing of H<Ü, and the hydrogen line has been included in the computations.

There is another line at 390.6 nm (multiplet 3), but in giants this line is severely blended by CH lines. In turnoff stars the line at 410.3 nm is invisible, but the CH lines are weak enough that the line at 390.6 nm can be used. Thus, in the end, only a sin gle Si line (but not the same one) could be used in both dwarfs and giants; a systematic error in the log gf of these lines could explain the observed différence. Both lines are in fact measured in the subgiant star BS 16076-006 and yield consistent Si abun dances, but, given the uncertain atmospheric parameters of this star (see 3), a systematic error in log gfcannot be ruled out. Our new [Si/Fe] ratios are in good agreement with the value found from the same Si line by [START_REF] Cohen | [END_REF], also for EMP turnoff stars.

Titanium

The Ti I lines are very weak in turnoff stars, so the Ti abun dance can only be determined from the Ti II lines. About 15

Ti II lines could be used, and the internai error of the mean is very small (less than 0.1 dex). 
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Potassium and Scandium

The K lines are very weak in our EMP turnoff stars, and [K/Fe] could not be determined.

The Sc abundance in the dwarf stars has been measured from the Sc II line at 424.6 nm. In giants, 7 Sc lines could be used, and the scatter in the abundances from individual lines is very small (below 0.1 dex). There is a systematic différence of about 0.2 dex between the Sc abundances in the giants and the dwarfs (Fig. 5). 

Manganèse

The Mn abundances hâve been derived by fitting synthetic spectra to the observations, taking into account the hyperfine structure of the lines. We noted in Paper V that, in the gi ant stars, Mn abundances determined from the résonance lines were lower than those from the lines of higher excitation potential by about 0.4 dex. At this stage, we prefer the abundances from the high-excitation lines, because the résonance lines are more susceptible to non-LTE effects. However, in the five most metal-poor giants only the résonance triplet is detected, so for these stars the Mn abundance was determined from the triplet and corrected by the adopted 0.4 dex offset.

For most of the turnoff stars analysed here, again only the résonance triplet can be detected. In Fig. 10a the Mn abun dances from these lines hâve been systematically increased by 0.4 dex, while in Fig. 10b [Mn/Fe] is derived from the réso nance triplet profiles in ail the stars and plotted without any correction.

In both cases we find a systematic abundance différence of about 0.2 dex between the giants and the dwarfs. Zinc cannot be unambiguously assigned to the iron-peak category, since it may be formed by a-rich freeze-out and neutron capture as well as by buming in nuclear statistical equilibrium.

In our sample, the only usable line is the strongest Zn i line of Mult. 2, at 481 nm. The line is very weak in ail our stars, and we only consider it reliably detected and provide a measurement when the équivalent width is larger than 0.35 pm. Thus, Table 3 gives only six measurements and eleven upper limits;

for two stars, the spectrum was affected by a defect, and it is not even possible to provide an upper limit. (1985). The mean is +0.491 ± 0.055; since the lowest point is an upper limit, it has been changed to a détection to compute the Kaplan-Meier statistics, which implies that this mean value is biased. The comparison of the two mean values, for giants and dwarfs suggests that they are only marginally consistent:

The 75th percentile of the [Zn/Fe] values for dwarfs (+0.223) corresponds to the mean value for giants. Changing the upper limits to 2cr or 3cr would push the mean value for dwarfs even higher, thus making the values of dwarfs and giants even more inconsistent.

We used the generalized version of Kendall's r (Brown et al. 1974), as described in Isobe et al. (1986), to check if there is support for a corrélation between [Fe/H] and [Zn/Fe] for the dwarf stars. The sample is composed of 6 détections and 11 upper limits. The probability of corrélation is 91.3%, so there is a hint of a corrélation, but no conclusive evidence.

For Zn it appears unlikely that the giant/dwarf discrepancy is due to NLTE effects: Takeda et al. (2005) computed NLTE corrections for the Zn i line at 481 nm; the corrections are small and négative for metal-poor giants, positive for metal-poor TO stars. Thus, if we applied these corrections to our sample, the discrepancy would increase front 0.2 to ~0.4 dex.

It is surprising that several stars display upper limits which are lower than the [Zn/Fe] ratios found in other stars of similar metallicity, suggesting a real cosmic scatter in the Zn abundance. It is interesting to note that while for giant stars Lai et al. (2008) are in good agreement with our déterminations, the two dwarf stars for which they hâve Zn measurements appear to be in line with the measurements of giants. This may give further support to the idea of a cosmic scatter of Zn abundances, or to the existence of a Zn-rich population.

However, it should be kept in mind that the available Zn lines are ail very weak (détections are about 0.4 pm, upper lim its 0.1-0.2 pm), and the data should not be overinterpreted. We hâve, perhaps somewhat naïvely, placed the upper limit at the measured value for ail stars below our chosen threshold. Had we decided to put the upper limit at 3<x above the measured EW, ail the upper limits would move up among the measure ments or beyond, and there would be no hint of any scatter in the Zn abundance. From the point of view of survival statistics, the fact that the standard déviation from the mean is small, compared to observational errors, does not support the prés ence of a real dispersion. The question of a scatter in Zn abun dance in EMP dwarf stars clearly needs further study, if possi ble based on different lines.

Neutron-capture éléments

Very few neutron-capture éléments can be measured in turnoff stars, because their lines are generally very weak. We could, however, measure Sr abundances from the blue résonance line of Sr II, and sometimes also Ba abundances from the Ba II line at 455.4 nm. The Ba line is generally weak (about 0.5 pm) and located at the very end of the blue spectrum, where the noise is higher. As Fig. 12 shows, we find good agreement between dwarfs and giants, although the star-to-star scatter is very large, as lias already been observed for the giant stars. In Fig. 13 we

show the [Sr/Ba] ratio as a function of [Ba/H], As already noticed in Paper VIII (Fig. 15), the scatter in this plane is greatly reduced. The dwarf stars appear to behave exactly in the same way as giants.

We hâve recently studied the Ba abundance in dwarfs and giants taking into account non-LTE effects (Andrievsky et al. 2009), but after correcting for NLTE the general behaviour of this element remains the same.

Comparison with other investigations.

Several other groups hâve now published detailed analyses of EMP stars similar to our own, and it is interesting to compare their results to ours. We focus on the results of the 0Z project (Cohen et al. 2004(Cohen et al. , 2008) ) and Lai et al. (2008). The details of the comparison are provided in appendices A, B and C. The final conclusion of this comparison is that there is excellent agreement between the three groups, and the small différences can be understood in terms of différences in the adopted atmospheric parameters, model atmosphères or line sélection.
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The MARCS model atmosphères used by us agréé with the ATLAS non-overshooting models adopted by Lai et al. (2008), and both yield abundances which are about 0.1 dex lower than the ATLAS overshooting models adopted by the 0Z project.

Discussion

For most éléments, the overall abundance trends defined by dwarfs and giants show good agreement. For example, [Ti/Fe] is constant at low metallicity in both giants and dwarfs, and [Mn/Fe] decreases with metallicity in both giants and dwarfs.

However, some éléments show systematic shifts in [X/Fe] between turnoff stars and giants of the same metallicity.

Generally, [X/FeWarfs -[X/Felgjams « +0.2 dex, except for Mg and Si, which show a négative shift. Also, [Cr/Fe] appears to be flat in the dwarfs, but displays a significant slope for the giants. It is difficult to explain these shifts by systematic errors in the models (error in température or in gravity) because the effects on the abundance of ail the éléments are very similar (see Table 4), so the ratios [X/Fe] are little affected.

These différences are rather puzzling because, except for C, N, and possibly Na, the Chemical composition of the giant stars should be unaltered since the star formed, so one would expect that the abundances in giants should match those in dwarfs at any given metallicity. The discrepancy we find is most likely due to shortcomings in our analysis, but we do not know whether we should trust the derived results for giants or dwarfs (or perhaps neither!).

In the following we discuss the two main simplifications of standard model atmosphères, the neglect of effects of granu lation ("3D effects" for short) and déviations from local thermodynamic equilibrium (NLTE), as possible causes of the observed discrepancies.

Granulation (3D) effects

It is well known that hydrodynamical simulations ("3D mod els") predict much cooler températures in the outer layers of metal-poor stars than 1D models (Asplund et al. 1999, Collet et al. 2007, Caffau & Ludwig 2007, Gonzalez Hemândez et al. 2008, Paper XI). The effect is more pronounced for dwarfs than for giants. The species most affected by this différence are clearly those which predominantly résidé in such cool lay ers, most notably the diatomic molécules such as CH and NH.

Since one of the most striking différences between dwarfs and giants is in fact the C abundance, which we dérivé from CH lines, we decided to investigate the effects of granulation in more detail.

To accomplish this, we used the two CCPBOLD (Freytag et al. 2002, Wedemeyer et al. 2004) & Ludwig (2007) for the three models described above. The sense of the correction is always 3D-1D. Approximating the 3D correction for the G-band as the average for just 4 lines is admittedly somewhat crude, but should provide a reliable order-of-magnitude estimate for the effect.

For the C abundance, the effect is quite prominent for dwarfs. The magnitude of the correction is such that, if applied, the discrepancy in [C/Fe] between dwarfs and giants would be somewhat reduced (from 0.27 dex to 0.13 dex), but with the opposite sign, the dwarfs now showing a slightly lower C abun dance. Given the crudeness of our 3D computations, we cannot daim with certainty that 3D effects will explain the discrep- ancy. To the extent that our order-of-magnitude estimâtes are reliable, it is possible that more accurate computations with a larger set of parameters, encompassing the full range of our dwarf and giant stars, would yield [C/Fe]~0.2 for both dwarfs and giants.

For the giant model, our computed correction for C is a fac tor of two smaller than the results of Collet et al. (2007). Also, for Fe, our corrections are considerably smaller than found by Collet et al., especially for the résonance line.

The issue clearly requires further investigation, which we will undertake when we hâve several fully relaxed 3D models of giants. A detailed discussion is therefore prématuré. At présent it is unclear whether the different results we find are due to some fundamental différence between the 3D codes:

CCFBOLD (Freytag et al. 2002, Wedemeyer et al. 2004) in our case, and the Stein & Nordlund (1998) code in the case of Collet et al. (2007), or simply to the choice of a MARCS model as the 1D reference by Collet et al. (2007).

We performed spectrum synthesis computations, using Linfor3D2 to estimate 3D corrections for a few selected lines, 2 http://www.aip.de/ mst/Linfor3D/linfor_3D_manual.pdf 5. This is not meant to substitute for a full 3D investigation of the sample, but should provide an indication whether the différences found between giants and dwarfs might vanish if suitable 3D models were used.

For Si, Co, and Zn the predicted corrections are the same for giants and dwarfs, so the discrepancy for these éléments should not be due to granulation effects. For Sc and Ti, however, the différences go in the direction of increasing the dis crepancy between dwarfs and giants.

For Mn and Cr, the différence in correction between dwarfs and giants is such as to exactly cancel the discrepancies. We caution, however, that the corrections listed in Table 6 are the average of those for the résonance and high excitation lines.

The différence in correction between the two lines is smaller for the giant model (0.1 dex for Cr, 0.3 dex for Mn) than for the dwarf models (0.4-0.5 dex for Cr, 0.7 dex for Mn). This différ ence is still somewhat problematic, however, in the sense that while the 1D analysis achieved a good excitation equilibrium for Cr, an analysis based on the 3D atmosphères does not. This suggests that the température scale appropriate for 3D models may in fact be different from those adopted in this paper and by Cayrel et al. (2004). As mendoned above, a 1D analysis im plies a Mn abundance about 0.4 dex lower for the résonance lines than for the high-excitation lines, and the 3D corrections for Mn increase this différence, up to 1.1 dex.

It is unlikely that the use of 3D models will bring the abun dances in giants and dwarfs into agreement for ail éléments, although it may be possible for a few (most likely C, Cr, and Mn). However, a full re-analysis based on 3D models, including a redetermination of the atmospheric parameters, is needed before reaching a firm conclusion on this point. For the time being, since the predicted 3D corrections are always smaller for our giant model than for the dwarf models, we consider the 1D abundances for giants to be more reliable than for the dwarfs. 
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11.2. Déviations from local thermodynamic equilibrium.

The analysis in this paper and in Cayrel et al. ( 2004) is based on the assumption of local thermodynamic equilibrium (LTE), both in the computation of the model atmosphères and in the line transfer computations. For Na and Al, results based on NLTE line transfer computations hâve been presented in Andrievsky et al. (2007Andrievsky et al. ( , 2008)). For both éléments, the LTE computations implied a discrepancy between dwarfs and giants, while the NLTE computations provided consistent abun dances between the two sets of stars. In the case of Na, the NLTE corrections are not very different for dwarfs or giant models for lines of a given équivalent width, but the cor rection dépends strongly on the équivalent width. The giant stars, which are cooler, hâve larger équivalent widths and larger NLTE corrections. In this case the LTE abundances of dwarfs are to be considered more reliable than those of giants.

The resuit cannot be generalized, however, so detailed NLTE computations should be carried out for ail the éléments for which we find a discrepancy between dwarfs and giants.

Also, from the point of view of departures from NLTE, one cannot a priori assume that the departures are larger for the stronger lines (i.e. for giants), although this is often the case.

Accordingly, except for the two éléments Na and Al for which we already hâve NLTE computations, we cannot at présent say whether accounting for NLTE efîects could remove the discrepancy between dwarfs and giants. Computations of the NLTE abundance of Mg are under way.

11.3. Could the dwarf/giant discrepancy be real ?

For C, the différence in [C/Fe] between dwarfs and giants might represent the effect of the first dredge-up, which could be responsible for a decrease of the C abundance due to a first mixing with the H-buming layer, where C is transformed into N.

For the other éléments we see no possible nucleosynthetic origin for the dwarf/giant discrepancy.

[Fe/H] Another possibility is that the abundances in EMP turnoff stars are seriously affected by diffusion (see e.g. [START_REF] Korn | Atomic Diffusion and Mixing in Old Stars. I. Very Large Telescope FLAMES-UVES Observations of Stars in NGC 6397[END_REF]Lind et al. 2008). From Table 2 of Lind et al. (2008) one can deduce the following variations in abundance ratios between TO stars and RGB stars in the globular cluster NGC 6397: A[Mg/Fe] = -0.04 ± 0.17, A[Ca/Fe] = +0.06 ±0.13, A[Ti/Fe] = +0.16 ± 0.12. So only for [Ti/Fe] is a variation marginally detected, which happens to be of the same order of magnitude and sign as the giant/dwarf discrepancy observed by us.

Although a rôle of diffusion cannot be ruled out, the évi dence in favour is, at best, very weak. Confirmation of the re sults of [START_REF] Korn | Atomic Diffusion and Mixing in Old Stars. I. Very Large Telescope FLAMES-UVES Observations of Stars in NGC 6397[END_REF] and Lind et al. (2008) by an independent analysis would be useful, especially in view of the fact that previous investigations of the same cluster (Castilho et al. 2000, Gratton et al. 2001) gave different results. As we pointed out in Paper VII, the adoption of a higher effective tempéra ture for the turn-off stars of this cluster, as done by Bonifacio et al. (2002), would largely cancel the abundance différences between TO and RGB. Even if the results for NGC 6397 were confirmed, it is not obvious that they would apply to the field stars analysed in the présent paper. Unlike the stars in a glob ular cluster, these stars are not necessarily strictly coeval, and their metallicities range from ~0.7 to ~1.7 dex below that of NGC 6397.

11.4. Do the giant and dwarf samples belong to the same population?

It could be argued that the observed giant and turnoff' sam ples might belong to different populations, since the giants would, on average, be more distant than the turnoff stars. To test this, we hâve compared the radial velocities of the two samples (it would hâve been préférable to compare the space velocities, but the distances and proper motions of the giants are generally very uncertain). Barycentric radial velocities for the turnoff stars are given in Bonifacio et al. (2007). For the giants they are given in Table 7; they are based on the yellow spectra centered at 573nm with laboratory and measured wavelengths of numerous Fei lines (Nave et al. 1994). The wavelengths for the telluric lines for the zéro points hâve been taken

from Jacquinet-Husson et al. (2005). Velocity errors should be below 0.3 km s"1, more than adéquate for the présent purpose (see also [START_REF] Hill | [END_REF].

Since ail the program stars (except for a few of the giants) hâve been selected from the HK survey (Beers et al. 1985, 1992and Beers 1999), which is kinematically unbiased, their ra dial velocities should be an unbiased estimate of the kinematic properties of the population. Thus, if the stars were indeed drawn from different populations, we would expect their radialvelocity distributions to differ. The mean radial velocities and standard déviations are -12 and 141 km s"'for the giants, -32 km s-1 and 159 kms~'for the turnoff stars, respectively.

A Kolmogorov-Smimov test shows only a 10-15% probability that the two samples hâve not been drawn from the same parent population. Thus, the radial-velocity data support the assuinption that the dwarfs and giants belong to the same population.

Conclusions

We hâve determined abundances of C, Mg, Si, Ca, Sc, Ti, Cr, Mn, Co, Ni, Zn, Sr and Ba for a sample of 18 EMP turnoff stars, which compléments the sample of giants discussed by Cayrel et al. (2004). For the subgiant BS 16076-006 it was possible also to détermine the N abundance.

For Ca, Ni, Sr, and Ba we find excellent consistency between the abundances in dwarfs and giants at any given metallicity. For the other éléments we find abundances for the dwarfs which are about 0.2 dex larger than for giants, except for Mg and Si, for which the abundance in dwarfs is about 0.2 dex lower than in the giants, and Zn, for which the abundances in dwarfs are about 0.4 dex higher than in the giants.

The only element for which such a discrepancy could hâve an astrophysical explanation is C. In fact, if the first dredge-up were capable of bringing into the atmosphère material which had undergone CN processing, one would expect to find lower C abundance in giants than in dwarfs. Such an effect is not predicted by standard models of stellar évolution and would require some extra-mixing mechanism. For ail the other élé ments which display a discrepancy between dwarfs and giants 
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[Fe/H] Fig. 13. [Sr/Fe] and [Ba/Fe] ratios in our dwarf and giant stars; symbols as in Fig. 2. Note the large scatter: The vertical scale is not the same as in the other figures.

we are unable to find any plausible astrophysical explanation.

We conclude that the discrepancies arise from shortcomings in our analysis, probably also for C, but certainly for ail other él éments for which discrepancies are found.

We hâve made an approximate assessment of the effects of granulation and conclude that they are unlikely to explain the discrepancies, except perhaps for C, Mn and Cr. In any case, the 3D corrections appear to be smaller for giants than for dwarfs, which suggests that the 1D abundances of giants are préférable as référencé data for studies of the Chemical évolution of the Galaxy.

The other obvious shortcoming in our analysis is the assumption of local thermodynamic equilibrium. Detailed NLTE line transfer computations exist for Na and Al (Andrievsky et al. 2007(Andrievsky et al. , 2008)), and for these two éléments they in fact remove the dwarf/giant discrepancy implied by the LTE analy sis. Computations for Mg are in progress, and it seems that the agreement between giants and dwarfs is at least improved.

This resuit cannot be generalized to other éléments, and it is not clear whether NLTE computations might remove any of the other discrepancies. Clearly, NLTE computations for other key éléments are urgently needed.

For readers who wish to use our data for comparison with Galactic évolution models we suggest that, for éléments for which a dwarf/giant discrepancy exists, the abundances in gi ants are to be preferred. We plan to publish an updated table of ail those of the Kurucz (1993) used by the 0Z project. In the fîrst place we use the "NEW" opacity distribution functions (Castelli & Kurucz 2003) computed with 1 km s-1 microturbulence. In the second place we use the Linux version of ATLAS (Sbordone et al. 2004). In ail cases the line formation code used was turbospectrum. In the last two columns of Table A.l we provide the abundances of Cohen et al. (2004), for the reader's convenience.

Inspection of Table A. 1 immediately suggests that both the différence in ATLAS versions and the different line formation codes used are immaterial, since the abundances we find for almost ail éléments are within 0.04 dex of those of Cohen et al. (2004). The two exceptions are Al and Si. For Al there is a good reason for the discrepancy: Both Al i lines used are affected by the neighbouring Balmer lines. In our analysis we used spectrum synthesis to dérivé the abundances. Instead, MOOG can take into account the absorption due to the Balmer lines, either using the opacit switch to introduce a fudge factor on the continuum opacity or using the strong key word to read strong lines to be considered.

For Si the différence between our resuit with the ATLAS overshooting model and the published value of Cohen et al. (2004) is 0.08 dex. This abundance is based on a single line of about lOpm of EW, therefore clearly saturated. The précisé value of the damping constants used for this line and the way the different codes use them may hâve an impact.

Another inference which can be drawn from Table A.l is that MARCS models and ATLAS non-overshooting models provide results which are quite similar. This is not the case for the ATLAS overshooting models, which imply abundances which are higher by about 0.1 dex for ail éléments. The reason for this behaviour may be understood by looking at the température structure of the different models. In ATLAS non-overshooting models with different values of q-mlt L25 (dashed-dotted line) and 1.00 (dotted line). The ATLAS model with û,mlt= 1 00 is doser to the MARCS model, up to log rsoo ~0.7, but then becomes hotter than the MARCS model. In general it is impossible to chose a ctmli such as a MARCS and an ATLAS model hâve exactly the same structure in depth, due to the different formulation of the mixing-length therory in the two codes. Such différences in the very deepest layers hâve very little influence on a typical abundance analysis. In fact only the lines which form in these very deep layers are affected, i.e. very weak lines of 0.1 pm or smaller, and the wings of H/3 and higher members of the Balmer sériés.

In general we can conclude that MARCS and ATLAS non-overshooting models are very similar, and an abundance analysis based on the two models will yield abundances which are consistent within a few hundredths of dex. The situation is dramatically different when we consider the ATLAS overshooting models. Such models présent a température structure which is very different from both ATLAS non-overshooting and MARCS models in the région -1 < logrjoo < 1 where the majority of lines used in abundance analysis are formed.

Castelli, Gratton & Kurucz (1997a, 1997b) investigated extensively the effects of the approximate overshooting présent in ATLAS and concluded that the no-overshooting models are capable of reproducing a larger set of observables, thus discouraging the use of overshooting models. To these considérations we may add that having investigated the mean température structures of CO'' BOLD 3D hydrodynamical models we never see the typical "burnp" in the température structure seen in ATLAS overshooting models. The real effect of the overshooting is the over-cooling of the outer layers with respect to what is predicted in radiative equilibrium models (Asplund et al. 1999, Collet et al. 2007, Caffau & Ludwig 2007, Gonzalez Hernandez et al. 2008, Paper XI).

This is a further reason to avoid the use of the ATLAS overshooting models.

It can be appreciated that the différences due to different models largely cancel out when considering abundance ratios, like e.g. [Mg/Fe], rather titan abundances relative to hydrogen. For example [Mg/H] is -2.04 for the ATLAS non-overshooting rnodel, but -1.90 for the ATLAS overshooting one, however [Mg/Fe] is 0.50 in the first case and 0.51 in the second case.

A différence in the average [Mg/Fe] is found between us and the 0Z project, of the order of 0.2 dex (the 0Z project being higher), both if we consider only dwarf stars, only giants, or the full samples. Such an offset is roughly compatible with a lcr error on each side, but perhaps a little disturbing. Only a 0.01 dex différence is due to the different adopted solar abundances. The use of different models and different atmospheric parameters should largely cancel out when considering a ratio such as [Mg/Fe],

Largely does not mean totally, however: Table C. 1 shows a 0.06 dex différence in [Mg/Fe] for BS 16467-062, depending on the adopted atmospheric parameters.

Table 10 of Cohen et al. (2004) is also illuminating; it shows how the average [Mg/Fe] changes if one considers the mean computed from the abundances derived from a single line of Mgi. Of the five Mgi lines used by Cohen et al. (2004) three tend to give systematically higher abundances, while two give systematically lower abundances. The final resuit dépends on the set of adopted lines. This issue requires further investigation in the light of the study of déviations from thermodynamic equilibrium for the Mg i lines. Our abundance ratios are in agreement with those provided by the 0Z project, within the stated errors.

At the end of this exercise we conclude that our measurements and those of the 0Z Team are highly consistent. Différences in the published abundances can be traced back to the different atmospheric parameters adopted, the different treatment of convection in the adopted model atmosphères (approximate overshooting versus no overshooting), and for some éléments to the particular choice of lines.

Appendix B: Details of the comparison with Lai et al. 2008Lai et al. (2008) also analysed a set of stars which is comparable to that of the First Stars project with respect to metallicity. Their sample is also extracted from the HK survey and comprises both dwarfs and giants. Their method to détermine atmospheric parameters is similar to that of the 0Z project, photometric températures from the V -K colour and gravities derived from isochrones. They observe the giant star BS 16467-062, also observed by us (Paper V) and in the 0Z project (Cohen et al. 2008) and when analysed with 1D model atmosphères (e.g. Boesgaard et al. 1999, Israelian et al. 2001). Asplund & Garcia Pérez (2001) hâve explained this behaviour as due to overcooling of the outer layers of the stars, caused by the overshooting of the convective éléments and not properly described by 1D model atmosphères. Our own hdyrodynamical computations (Gonzàlez Hernandez et al. 2008, Paper XI) confirm this interprétation. In view of this fact it is, at first sight, surprising to find that Lai et al. détermine rather low [O/Fe] ratios from the OH lines. Closer inspection of their analysis reveals, however, that this is mainly driven by their adopted gf values for these lines.

[Fe/H] Observatory Archive3 compared with two synthetic spectra computed using an ATLAS 9 model with the atmospheric parameters adopted by Lai et al. and two different OH line lists. In the first case (red line) we adopted the gf values for the OH lines of the (0-0) vibrational band of the A2! -X2n electronic System computed from the lifetimes of Goldman & Gillis (1981), which we used in Paper IX. In the second case (green spectrum) we used the lines computed by R.L. Kurucz. This second list is far richer, since it includes also lines from other vibrational bands and not only the (0-0) band. However, even from this limited portion of the spectrum it can be appreciated that the Kurucz gf values are larger than those derived from the Goldman & Gillis (1981) lifetimes; use of the latter gf values would lead to considerably larger OH abundances.

For this reason we believe that the oxygen abundances in the stars of the Lai et al. sample should be reinvestigated using a different set of gf values and hydrodynamical model atmosphères. It is likely that the 3D corrections for the giant stars (the majority of the Lai et al. sample with oxygen measurements) are smaller than those for dwarf stars (see Paper XI), since the overcooling is far less extreme in giants than in dwarfs, it is however unlikely that the effect is negligible.

We disagree with the statement by Lai et al., who discard the use of 3D models for the analysis of the OH lines since "these models seem to overpredict the solar oxygen abundance derived from helioseismology (Delahaye & Pinsonneault 2006)". In the first place the oxygen abundance in the Sun is not derived from OH UV lines; in the second place it is now clear that the low solar oxygen abundances which hâve been claimed in the past (Asplund et al. 2004) are not due to the use of 3D hydrodynamical models, but to low measured EWs and extreme assumptions on the rôle of collisions with H atoms in the NLTE computations (see Caffau et al. 2008, for a discussion and a new measurement of the solar oxygen abundance). In our view the use of 3D hydrodynamical models is necessary for a reliable analysis of OH lines in metal-poor stars.

The [Cr/Fe] ratios were compared in Fig. 7 and we see that the picture which emerges is very consistent between the two analyses, including the dwarf-giant discrepancy discussed in Sec. The giant star BS 16467-062 has been observed independently by ail three groups, ourselves (Cayrel et al. 2004, Paper V), the 0Z project (Cohen et al. 2008) and Lai et al. (2008). The latter two groups hâve used HIRES@Keck, while we hâve used UVES@VLT.

In their appendix B, Cohen et al. (2008) make a detailed comparison between the analysis of giant stars analysed by us and their own analysis. They conclude that the same star analysed by the two groups will show a différence of 0.

3 dex in [Fe/H].
This is based on their analysis of the giant star BS 16467-062. We wish to explain how this différence arises. We used the EWs of Cohen et al. (2008) for this star and their gf values to redetermine the abundances using four models: a MARCS model and two ATLAS models (overshooting and non-overshooting) for Teff= 5365 K log£= 2.95, which are the parameters of Cohen et al. (2008) and the MARCS model with Tefr= 5200 K , logg= 2.50, which was used in Cayrel et al. (2004, Paper V). The results are shown in Table C. 1. We omit the results front the ATLAS non-overshooting model, since they are identical to those obtained front the MARCS model. This could be expected by looking at The différences in the abundances between the MARCS ntodel with the parameters of Paper V and those from an ATLAS overshooting model with the higher Teir and logg of Cohen et al. (2008) may indeed be as large as 0.3 dex. However, it is important to understand that this différence is due to two distinct factors: on the one hand the change in Tefr and logg, as each species displays a slightly different sensitivity to these; on the other hand the use of approximate overshooting in the models of Cohen et al. (2008). The two effects are comparable.

The différence in the abundances obtained from the two different MARCS models allow to estimate the sensitivity of the various abundances to the model parameters. The différence between the MARCS and ATLAS overshooting model allow to see the eft'ect of the approximate overshooting. We confirm that [Fe/H] for this star is 0.3 dex higher using the parameters of Cohen et al. (2008) and an ATLAS overshooting model, relative to that derived using the parameters of Paper V and a MARCS model (or an ATLAS non-overshooting model). However, 0.17 dex of this différence arises from the different choices in Tetr and logg, and 0.13 dex cornes about from the use of the approximate overshooting.

Having understood these différences we may conclude that there is excellent agreement between the two analysis. Note that with our MARCS model and atmospheric parameters, but the EWs and gf values of Cohen et al. (2008), [Fe/H] for this l°g(T500) That the actual choice of lines does make a différence is obvious if we look at the Ca abundanees. There is a différence of 0.23 dex in the Ca abundance derived in Paper V and that of Cohen et al. (2008). Of the three lines measured by Cohen et al. (2008) we hâve only two. The mean Ca abundance for these two lines is 2.81 with a 0.05 dex déviation, thus the discrepancy is reduced to 0.1 dex, totally consistent with the observational errors. We hâve measured ail four Ca lines used by Lai et al. (2008), and the mean of these four lines is close to the abundance given in Table C.3. However, Ca i 443.5 nm appears to be discrepant by 0.39 dex with respect to the mean of the other three lines, which is 2.86, only 0.08 dex higher than the value of Lai et al. and fully consistent with observational errors. It is then clear that for the species for which a limited number of lines is available, the actual choice of lines can make a différence.

Another noticeable différence is for Si. Ail three groups hâve determined the Si abundance from a single Si line, however the other two teams hâve used the Sii 390.6nm line, while we hâve used the 410.3nm line since the other line is heavily contaminated by CH lines in the spectra of giant stars. On the other hand, the EWs for the 390.6 nm line agréé well among the three investigations (9.18 pm for us, 9.34 pm for Cohen et al. 2008 and 9.06 nm for Lai et al. 2008); thus the Si abundance derived from this line agréés well among the three investigations.

It is reassuring that for iron, for which ail three groups hâve measured a large number of lines, the results are fully consistent.

The conclusion of these comparisons is that the results of the three teams are consistent, once the different choice of atmospheric parameters and models has been factored out. Some caution must be exercised for the species which are represented by few lines, where the actual choice of lines can make a différence, especially if differential NLTE effects are présent. We analysed in detail the metal-poor binary System CS 22876-032 in the ''First Stars" pro gramme. This System comprises the two most metal-poor dwarfs known ([Fe/H]-3.6 for both stars). From the knowledge of the orbital period, the mass ratio of the two stars can be deduced, and this is the only direct way to détermine stellar masses. When also the parallax is known, which is not the case for this System, the masses can be deduced. CS 22876-032 is a spectroscopic binary System, the contribution of both stars is présent in observed spectra.

In with 1D-MARCS models, and for lithium and oxygen we considered 3D corrections. The oxygen abundance has been obtained from the near-UV OH bands. The 3D corrections for these lines are large (-1.0 and -1.5 dex for the secondary and primary respectively). The 3D corrections for lithium are small. The lithium abundances of the two stars differ; while the A(Li) for the primary is consistent with the Spite plateau, the secondary shows a lower abundance. This may be an indication of mild déplétion by Li burning.

Details on the analysis of the CS 22876-032 System is given in the paper Gonzalez Hernandez et al. (2008).

the paper.

Introduction

Extremely metal-poor (EMP) stars formed with the Chemical composition of the gas in the early Galaxy, and constitute a unique source of information on the first générations of stars.

Among EMP stars, a spécial place is held by the dwarfs, which are not subject to the mixing épisodes experienced by giants, thus enhancing their value as cosmological probes.

In fact, among these stars the Li abundance appears to be constant whatever the stellar température or metallicity (Spite & Spite 1982b,a), the Spite plateau. The simplest interprétation of the plateau is that it represents the primordial Li abundance, i.e., it reflects the amount of Li formed in the first minutes of the ex istence of the Universe. If so, Li can be used as a "baryometer", a tool to measure the baryonic density of the Universe, since this is the only cosmological parameter upon which the primordial Li abundance dépends.

The independent détermination of the baryonic density from the fluctuations of the cosmic microwave background (CMB) by the WMAP satellite (Spergel et al. 2003(Spergel et al. , 2007) ) and other CMB experiments measuring fluctuations on smaller angular scales, such as the VSA (Rebolo et al. 2004;Grainge et al. 2003), ACBAR (Kuo et al. 2004) and CBI (Pearson et al. 2003) ex periments, implies a primordial Li abundance which is at least a factor of 3-4 larger than that observed on the Spite plateau, creating a conflict with the traditional interprétation of the plateau.

In Paper VII in this sériés (Bonifacio et al. 2007) we investigated the Spite plateau at the lowest metallicities (down to

[Le/H] = -3.3) and found marginal evidence that at these low metallicities there could be an increased scatter or even a sharp drop in the Li abundance. It is therefore of great interest to ex plore the Li abundance in stars of even lower metallicity.

The star CS 22876-032 was identified in the first paper reporting results of the HK objective-prism survey by Beers et al. ( 1985), who noted that it had the weakest Ca II K line in the lowmetallicity sample, suggesting that it could be as metal-deficient as the record holder at that time, the giant CD -38°245 (Bessell & Norris 1984). CS 22876-032 had already been observed in the objective-prism survey of Slettebak & Brundage (1971), who classified it as an A-type peculiar star and noted its weak and diffuse Balmer fines. Having assigned to this star a much earlier spectral type, they did not conclude that the weakness of the Call K fine was indeed due to an extremely low metallicity.

At the conférence "Chemical and Dynamical Evolution of Galaxies" in 1989 [START_REF] Bonifacio | proceedings of Chemical and Dynamical Evolution of Galaxies[END_REF] 19, 20. August 3, 11, and October 17, 20, and 2001 November 7, 8 and 9, covering the spectral région from 300.0 nm to 1040.0 nm. Most of the observations were made with a projected slit width of 1" at a resolving power A/ôA ~43 000. The spectra were reduced in a standard manner using the UVES réduction package within the MIDAS en vironment. The signal-to-noise ratio per pixel varies from 25 at 312.0 nm, 50 at 330.0 nm up to 150 or higher above 410.0 nm.

Revised orbital parameters

We derived radial velocities from the UVES spectra by fitting a Gaussian to several unblended spectral fines within the iraf1 context. Table 1 shows the radial velocities and 1 -a errors estimated from the dispersion of the measurements of different stellar fines. We also list other velocity data given by Norris et al. (2000) and references therein, or which we hâve measured from previously unpublished CASPEC or EMMI spectra of this System.

Here after, we dénoté the more massive and luminous primary star as Star A, the secondary as Star B.

Our new radial-velocity measurements of CS 22876-032 extend the time coverage of its orbit considerably and permit improvement of the orbital éléments relative to those published by Norris et al. (2000). The computed orbital parameters are given in Table 2; Fig. 1 compares the observed radial velocities of both stars with the curves predicted from these orbital éléments.

Note especially the improved mass ratio, Mb/A/a = 0.91 ± 0.02, which provides stringent constraints on the stellar pa rameters for the two components of the binary as discussed below. Note also that the orbital eccentricity is the lowest found among halo spectroscopic binaries with periods in the range 100-2000 days (see Latham et al. 2002;Goldberg et al. 2002). While this might be a hint that tidal interaction has been strong in this System, perhaps in the pre-main-sequence phase, the séparation of the stars has been so large throughout their main-sequence life that this is unlikely to be the cause of the apparent Li déplétion we find in star B (see Sect. 6.1).

Model atmosphères

4.1. One-dimensional models Our analysis used OSMARCS 1D LTE model atmosphères (Gustafsson et al. 1975;Plez et al. 1992;Edvardsson et al. 1993;Asplund et al. 1997;Gustafsson et al. 2003) and the TURBO-SPECTRUM spectral synthesis code (Alvarez & Plez 1998).

Models were interpolated in pre-computed grids for a metallicity of [Fe/H] = -3.6, since this was the final iron abundance (see Sect. 5.2), and with an a-element enhancement of [a/Fe] = +0.4 dex. We adopted solar abundances from Grevesse & Sauvai (2000), with the exception of O, for which we adopted log e(O)0 = 8.72, based on 3D model atmosphères (Ludwig & Steffen 2007;Caftau et al. 2007b). The code TURBOSPECTRUM is used to détermine 1D element abundances in each component of the binary, either via spectrum synthesis or by comparing the observed équivalent widths of different stellar fines with the theoretical curves of growth (see Sect. 5.2).

Three-dimensional models

In this work we also consider two 3D model atmosphères, which hâve been computed with the CO^BOLD code (Freytag et al. 2002;Wedemeyer et al. 2003) in the spectral synthesis of the 1D models, a value of the micro turbulence has to be adopted. For 1D as well as 3D models the spectral synthesis calculations were performed with the spec trum synthesis code Linfor3D:.

3D corrections

There are two main effects that distinguish 3D from 1D models, the average température profile and the horizontal température fluctuations. We quantify the contribution of both effects by introducing the 3D correction as: 3D -IDlhd-

The average température profile provided by a hydrodynam ical simulation is different from that of a 1D atmosphère assuming radiative equilibrium. This effect is shown in Fig. 2, where the 3D average température profile, plotted as a function of the pressure, is compared to the profiles from 1DLhd and MARCS models. As is évident from the plot, the (3D) température profile is cooler than both 1D models in the outer photospheric layers for both of the stars. This often-encountered effect in metal-poor atmosphères (Asplund et al. 1999) is particularly important for the oxygen abundances derived from OH molécules, as the dif férence is largest precisely in the layers where these fines are formed. The resuit is that the oxygen abundances become lower in the 3D formulation than in the 1D; we quantify this effect through the 3D correction as defined above.

2 More information on Linfor3D can be found in the following link:

http://www.aip.de/~mst/Linfor3D/linfor_3D_manual.pdf System were estimated from the photometric data available in Norris et al. (1993) and Preston et al. ( 1991 ), from whom we adopt V = 12.84, B-V = 0.397, U -B = -0.255 with uncertainties of 0.01,0.02 and 0.01 respectively. We adopt E(B -V) = 0.00 ± 0.01 from Norris et al. (2000) and Schuster et al. (1993Schuster et al. ( , 1996)). We also extracted, from the 2MASS' database, K = 11.503 ± 0.035 and J = 11.800 ± 0.041. The équations derived by Carpenter (2001) to transform from 2MASS magni tudes to the homogenised photometric System of Bessell & Brett (1988) were then applied.

From the above information it is possible to estimate the reddening-corrected colours (U -B)o, (B -V)0, (V -K)q and (J -K)o, which we use to dérivé the parameters of both components of the binary by comparing with theoretical isochrones. We hâve chosen the isochrone of Chieffi & Limongi (priv. commun.) for 14 Gyr and metallicity Z = 10~6, from which one can compute composite colours from pairs of two models that lie on that isochrone. Thus, the stellar parameters can be derived from the best fit to the observed colours which also satisfy the mass ratio determined from the orbital solution.

We note that the isochrones of Chieffi & Limongi use the colour transformations based on ATLAS model atmosphères, for this température range, and the synthetic colours of Bessell et al. (1998).

The resuit is shown in Fig. For single stars, the wings of Ha is also a very good température indicator (Cayrel 1988;Fuhrmann et al. 1993;van't Veer-Menneret & Mégessier 1996;Barklem et al. 2002).

Adopting the broadening theory of Barklem et al. (2000), we computed Ha profiles for several effective températures, using TURBOSPECTRUM. Unfortunately, ail our UVES spectra were obtained near maximum line séparation, and the velocity différ ence is of the order of ~30 km s-1, which precludes séparation of the individual Ha profiles. Therefore, we had to compute a composite spectrum in order to match the observed profile. is the same as described in François et al. (2003). The équiva lent widths were then corrected for the appropriate veiling fac tors and provided as input to TURBOSPECTRUM to détermine the abundances. The detailed line-by-line abundances, together with observed £Ws, veiling factors, and atomic data for both components can be found in Table A. 1.

The mean abundances for each element, listed in Table 3, are computed using the adopted stellar parameters derived in Sect. 5.1 and a microturbulence of £t = 1-5 kms"'. We performed full 3D computations with Linfor3D for the Li dou blet and the OH lines. A full 3D analysis for the hundreds of lines involved in this work is a considérable computational task, well beyond the scope of the présent paper. However, we used the (3D> models as input to TURBOSPECTRUM to estimate the expected corrections due to the different average température profiles of the 3D models. From the full 3D spectrum synthesis performed for Li and OH, we expect this to be close to the true 3D correction for star B, while we expect significant con tributions from the température fluctuations in star A. In the following we refer to ((3D) -IDmarcs) as representing the différ ence between the abundance found by TURBOSPECTRUM using a (3D) model and that found using a MARCS 1D model. This is to distinguish them from the true 3D corrections.

Veiling corrections

In a double-lined spectrum the strength of each spectral line, in particular those of the fainter component, is reduced by veiling from the continuum flux of the other star. Thus, the measured équivalent widths for each spectral component must be corrected For consistency with the isochrone colours, we use ver sion 9 of the ATLAS code (Kurucz 1993a(Kurucz , 2005a) ) in its Linux version (Sbordone et al. 2004;Sbordone 2005) to compute model atmosphères and fluxes for each star by adopting the 7eff and \ogg derived in Sect. 5.1. We used the "NEW"

Opacity Distribution Functions (Castelli & Kurucz 2003), with 1 km s"1 micro-turbulence, a mixing-length parameter ûtmlt The veiling factors thus computed differ from the MARCS+TURBOSPECTRUM factors on average by 0.02 which.

for a line on the linear part of the curve of growth, translates into a différence in abundance of 0.009 dex, which is negligible within the accuracy of our analysis. This allowed us to compute quickly veiling factors for different combinations of the parameters of the two stars, which were then used to estimate the associated uncertainties. For consistency, we used the ATLAS veiling factors throughout.

The ratio of the stellar radii was extracted from the theoretical isochrone, being R\/Rb = 1.4. The derived veiling factors lie in the range fA,a = 1.29-1.37 (J^b = 4.47-3.70) in the spectral région 44300.0-700.0 nm. These estimâtes also com pare well with those used by Norris et al. (2000), although they adopted fixed values for large spectral régions. In particular, they used fÀya = L28 and f^B = 4.60 for ail Fe lines be tween 370 and 440 nm, whereas we used f\,a = 1.28-1.31 and fÀyb = 4. 19-4.58 in that spectral région (see Table A .l).

In addition to the 1D veiling factors computed for the effective températures of both stars, we also calculated the <3D) veiling factors using the (3D) atmospheric models (whose température structure is different from that of the OSMARCS 1D models). These veiling factors were adopted to properly correct the EWs given as input to the TURBOSPECTRUM code to estimate the (<3D) -IDmarcs) abundance corrections (see Sect. 5.2). In addition, we note that the 3D -IDlhd correction (see Sect. 4.2), computed only for Li and OH lines, does not consider different veiling factors for 1D and 3D models. In this case, we computed only the 3D veiling factors using the continuum flux provided by the full 3D model of each star in the spectral région close to these lines. Thus, these 3D veiling factors were applied to the observed EWs, and the resulting EWs were used to compute the 3D -IDlhd corrections reported in Table 3.

Uncertainties in the abundance analysis

The abundance measurements are dépendent on the model parameters, i.e. effective température, surface gravity and micro turbulence. However, in the analysis of a spectroscopic binary, 4. The uncertainty of the microturbulence was assumed to be 0.5 km s'1.

The errors computed from the dispersion of the line mea surements and the signal-to-noise ratios are listed in Table 3. We used the Cayrel formula (Cayrel 1988) to estimate the errors of the observed EWs. Due to the high S/N of the spectra we obtained, these errors are typically ^0.1 pm in most of the spectral région covered, except for the blue spectrum at 310.0-320.0 nm where the S/N ratio drops significantly. Thus, the dispersion of the measurements for éléments with lines in this range is larger than for lines above 400 nm. In Table 3, we give the larger of these two estimâtes for each element in each star. For Li, the er ror due to the uncertainty in the continuum level was computed Note that in our analysis, in contrast with Norris et al. (2000), this was not imposed a priori, and thus supports our détermina tion of atmospheric parameters. Our value of [Fe/H] is very close to that by Norris et al. (2000) despite the very different effective températures adopted. This results from the fact that different ef fective températures also imply different veiling factors, which must be factored in.

Reviewing the (<3D) -IDmarcs) corrections, we see that

[Fe/H] is reduced in 3D, and the différence between the two stars increases. We expect the true 3D corrections of the primary star to be largely due to horizontal température fluctuations, therefore probably larger than our ((3D> -IDmarcs) correction, and we predict that a full 3D-LTE synthesis will not improve the We note that ionisation equilibrium is not achieved in either star. In both, the abundance derived from the Fe II lines is larger, for star B by a factor of two. We note, however, that the 5), so the lines appear with their intrinsic strength in each star.

worse. The different signs of the ((3D) -1 Dmarcs) corrections for neutral and ionised species are due to the different ionisa tion structure of the (3D) and 1D models. We note that for the metal-poor subgiant HD 140283, Shchukina et al. (2005) hâve performed NLTE computations for Fe I and Fe II, using a single snapshot of a hydrodynamical simulation, and found 3D-NLTE corrections of +0.6 for Fe I and +0.4 for Fe il. To the extent that these computations can be considered représentative of the stars in CS 22876-032, we expect that a full 3D-NLTE analysis might achieve a better ionisation balance for iron.

Lithium

The high quality of our spectra allowed us to measure the Li dou blet in both components of CS 22876-032 for the first time. UVES spectra (see Table 1). The spectra in Fig. 7 hâve been corrected for veiling, as discussed in Sect. 5.2.1.

The Li abundance of each star was computed from two sets of spectra taken on different nights. We found différences of 0.01 and 0.05 dex between star A and B and adopted the average value of the two measurements. ( 1994). We further correct for the effect of déplétion as predicted by the standard isochrones of Deliyannis et al. (1990). The cor rection is negligible for the hot primary, but larger for the secondary (see Table 5).

It is certainly surprising that the two components appear to hâve a different lithium content. The Li abundance of the pri mary component seems to be consistent with that observed in other metal-poor stars, i.e., the Spiîe plateau (Spite & Spite 1982b,a;Bonifacio & Molaro 1997;Ryan et al. 1999;Meléndez & Ramfrez 2004;Charbonnel & Primas 2005;Asplund et al. 2006;Bonifacio et al. 2007), in spite of the uncertainties on the température scales adopted over the years by the various authors, but the secondary star definitely seems to exhibit a lower Li content.

According to the Li déplétion isochrones of Deliyannis et al. (1990), if star B were 350 K coder than we assume, the correc tion for A(Li) would be 0.6 dex. Such a change in Te(f would also imply a slightly higher log cj from the isochrone, so the model dependencies given in Table 4 would imply that A(Li) should be reduced by 0.17, giving a "corrected" Li abundance of A(Li) = 2.20, in essential agreement with A(Li) of the primary (we do not consider variations in the température of star A). By changing simultaneously the effective températures of the pair (within the range allowed by photometry), we would dérivé dif ferent Li abundances for each of the components. However, we would also change the veiling factors, and the final abundance différence between the two stars would be roughly the same.

We hâve checked whether inaccurate veiling corrections, especially for the fainter fines of star B, could be the cause of the different Li abundances. It turns out that this is impossible:

bringing A(Li)B into consistency with the Spite plateau would require a doubling of the veiling correction at 670 nm; given that we find consistent abundances for Na at 590 nm and Mg I at 880 nm, the veiling correction cannot be off by a factor two at the intermediate wavelength.

For the Li fines we also performed a full 3D-LTE synthesis using Linfor3D. The resulting corrections are listed in Table 5.

Since the 3D computation was performed in LTE, the Li abun dances must not be taken as definitive, as shown by Cayrel & Steffen (2000) and Asplund et al. (2003). It is, however The oxygen abundances hâve been derived from UV OH fines of the (0-0) vibrational band of the A2S ect.igma -X2U electronic System. The use of these fines for oxygen measurements in metal-poor stars was pioneered by Bessell et al. (1991). We The large différence in the behaviour of our two models warns us that to measure reliable abundances from OH one needs a grid of 3D models which is fairly dense in température, to cap ture, for any metallicity, the 7^at which H2 formation sets in.

Finally, we note that the O abundance derived from OH lines is rather sensitive to the surface gravity, as can be seen from Table 7. An increase of gravity of 0.3 dex introduces a decrease in O abundance of about 0.1 dex. This gravity dependence is larger than that of Fe I, however it is advisable to use Fe I to derive [O/Fe], since the gravity dependence of Fe II is in the oppo site direction. Note that the values reported in Table 7 hâve been estimated without revising the veiling factor when changing the surface gravity of the models, contrary to the error estimâtes described in Sect. 5.2.2.

Other éléments

The Bell résonance doublet at 313.0 nm is within the wavelength range covered by our spectra. The S/N ratio in that région is ~25, yet none of the Be lines are detected, which implies an upper limit for the Be abundance log(Be/H) < -13.0. As this is an order of magnitude higher than the Be abundance expected for these stars from the trend of Be abundance with metallic ity (Gilmore et al. 1992;Ryan et al. 1992;Molaro et al. 1997;Boesgaard et al. 1999a;Primas 2002;Boesgaard & Novicki 2006), this resuit is not significant.

For the other éléments, abundances were determined directly from the EWs, except for Sc and Co for which we used spectrum synthesis to take hyperfine splitting (HFS) into account. For Co we used the A and B factors measured by Pickering (1996).

For the Scll 361.3 nm line we used the A and B factors mea sured by Gangrsky et al. (2006). In both cases we used the code LINESTRUC of Wahlgren (2005) to compute HFS components.

For the Sc II 424.6 nm line we used the HFS components given in Table 5 of [START_REF] Mcwilliam | [END_REF]. The detailed atomic data of HFS for Sc and Co are provided in Table A.2. For Mn we which HFS is negligible according to [START_REF] Castelli | [END_REF].

Silicon was only measured from the Si I line at 390.5 nm. In metal-poor cool giants, the Silicon abundance is derived from a line at 410.3 nm, since the line Si I 390.5 nm is severely blended with CH lines (Cayrel et al. 2004). The Sil at 410. Using <3D) models, we détermine the (<3D) -1 DMArcs) cor rections listed in Table 3. We note that the ((3D) -1DMarcs)

corrections also take into account different veiling factors estimated using (3D) models and 1D OSMARCS models. In gen eral, the veiling factors estimated from (3D) models are higher for star B and lower for star A than those obtained using 1D mod els. This effect is especially important for the secondary star, and becomes more significant at shorter wavelengths. Taking into ac count this effect, it is interesting to note that (<3D) -1DMarcs) corrections are in general négative for neutral species and pos itive for ionised species, at least for the primary star, for which the veiling factors are not significantly different from those esti mated using 1D models, as already noted for iron. This reflects the different ionisation structure of 1D and (3D> models. The ((3D) -1 DMArcs) corrections do not help to achieve ionisation equilibrium for Ca, Cr and Fe, the only éléments for which abun dances were determined from both neutral and ionised species. In Fig. 12 we show the lithium abundances for the two components of CS 22876-032, together with our data from Paper VII, including the data of Asplund et al. (2006) rescaled in [Fe/H] and A(Li) to be homogeneous with our own. Star A appears to hâve a Li abundance at the same level as the majority of stars with metallicity below -2.5, if anything slightly higher. Star B ap pears to be far below^any of the other measured stars. It should be noted that ail the other stars in Fig. 12 hâve effective tempéra tures determined from the wings of Ha using the broadening theory of Barklem et al. (2000), while for CS 22876-032 they hâve been determined independently from colours and isochrones.

However, the reasonable agreement between our computed Ha The Li abundances by Asplund et al. (2006) were recomputed using TURBOSPECTRUM as reported by Bonifacio et al. (2007). No 3D-LTE or 3D-NLTE was considered.

profile and the observed profile shown in Fig. 6 suggests that the two température scales are fairly close.

The fact that at the lowest observable metallicity, star A re mains at the level of the plateau suggests that there is no downturn or decrease in Li abundance at the lowest metallicities.

This suggests that the slope of A(Li) with [Fe/H] which is dé tectable in the sample of Asplund et al. (2006) In Sect. 5.2.4 we pointed out how the différence of the Li abundance between the two stars could be resolved by assuming that the température of star B was 5550 K. Star B would thus be subject to considérable Li déplétion, according to the standard Li déplétion isochrones of Deliyannis et al. (1990).

Such isochrones are available only for metallicities considerably higher than that of CS 22876-032. If, for any reason, either the lower metallicity of our System, or inclusion of other physical phenomena, the dependence of Li déplétion on is steeper than predicted by purely diffusive standard isochrones, then to reconcile the Li abundances of the two stars, the température of star B could be higher than 5550 K. Considering that our esti mated error on the effective température of star B is 150 K (2cr), such coder températures are not totally implausible.

In our view, the existence of a real scatter in Li abundances at the lowest metallicities remains to be established beyond any reasonable doubt. It is, nevertheless, worthwhile discussing the possible implications of such a scatter, if real.

We hâve already noted in Paper VII that by arbitrarily dividing the sample into two sub-samples, one with metallicity below -3.0 and the other above, the scatter of the "higher" metallicity sample was 0.05 dex, while the scatter of the "lower" metallicity sample was 0.11. If to the lower metallicity sample we add the T«" Recently Korn et al. (2006[START_REF] Korn | Atomic Diffusion and Mixing in Old Stars. I. Very Large Telescope FLAMES-UVES Observations of Stars in NGC 6397[END_REF] found that the models of Richard et al. (2005), with a suitable value for the turbulent dif fusion coefficient, can explain the 0.12 dex différence in A(Li) they find between stars at the tum-off and on the subgiant branch stars of the globular cluster NGC 6397. The same authors, how ever point out that assigning températures for the TO stars, hotter by 170 K (therefore close to the températures adopted by Bonifacio et al. 2002, for the TO stars of this cluster), such a différence would vanish.

Though suggestive, the applicability of such turbulent diffusive models remains to be proven. The main cause of concern is the parametrisation of the turbulent diffusive coefficient, which is linked to a fixed température, and not to the bottom of the convective zone (Richard et al. 2002).

In order to strengthen the observational constraints on such models and refine the estimâtes of the scatter and slope (or lack thereof) of the extreme metal-poor end of the Spite Plateau, further high-quality spectroscopy of EMP stars and additional accurate constraints on the effective températures of the whole sam ple are highly désirable.

[Fel/H] 3). If we apply the corrections interpolated and extrapolated from Table 3 At présent we hâve no full 3D models for giant stars, how ever, from a few snapshots for models of Tc^= 4900, log g -2.0 and metallicity -2.0 and -3.0 we find little différence at the two metallicities, and very small 3D corrections. The 3D -IDlhd abundance correction amounts to -0.006 dex at metallicity -2.0 and -0.037 dex at -3.0, which is negligible. For our CCFBOLD models of giants the différence between the mean 3D tempér ature structure and a corresponding 1DLHd («mlt= L0) model is not large. In particular we do not find the substantial cooling of the highest photospheric layers at metallicity -3.0, which Collet et al. (2007) find (see their Fig. 1). Moreover, the mean 630 nm line in giants, and that of Collet et al. (2007), will be further investigated in the future. This might be rooted in the dif ferent binning schemes adopted by the two codes for the opacity (4 opacity bins for the Stein & Nordlund code and 6 opacity bins for COSBOLD). In any case we believe that, at présent, it is safer not to apply any 3D correction to the O abundances derived for giants from the [OI] 630 nm line.

In Paper V we found that the mean value of [O/Fe] in the range -3.6 < [Fe/H] < -2.5 was about 0.72 ± 0.17 A more detailed discussion of the general behaviour of oxygen with metallicity will be made in forthcoming investigations, hopefully after 3D corrections will be determined for ail the stars, and for different lines of oxygen, Fe I and Fe II.

The Odd-Z light éléments

The LTE [Na/Fe] abundance ratios of both stars appear con sistent with the Galactic trend of this element in EMP giants (Cayrel et al. 2004), subgiants and turn-off stars of similar metal licity (Andrievsky et al. 2007). NLTE corrections are expected to be larger for the metal-poor giants than for dwarfs. We hâve estimated the NLTE corrections6 for Na to be Anlte ^-0.06 dex, according to the NLTE corrections reported in 

The a éléments

The [Mg/Fe] ratios in both stars of CS 22876-032 are approximately consistent with those found in EMP giants (Cayrel et al. 2004), subgiants and dwarfs (Cohen et al. (2004), Bonifacio et al. 2007, in prep.), at the level of ~0.3-0.4 dex.

[Ca/Fe] was derived from both Ca I and Ca II lines, which yield similar [Ca/H] abundances, at least for the primary star.

However, although the [Ca/Fe] ratios differ by ~0.2 dex, they 6 Anlte = log £(X)nlte -loge(X)LTE-seem to be slightly lower than those measured in metal-poor gi ants and dwarfs, where a constant [Ca/Fe] ~0.4 is seen.

[Si/Fe] also seems to be low, at [Si/Fe] 0.1 for stars A and ~+0.1 for the secondary, compared to the constant [Si/Fe] -0.4 for metal-poor giants. However, other metal-poor dwarfs show similar abundances, which might be related to the differ ent Si lines used in giants and dwarfs (Bonifacio et al. 2007, in prep.).

Finally, [Ti/Fe] is constant at -0. A second line of evidence is available from the radial velocities, which are accurate to ~1 km s"1 and cover a period of 16 years. Any third star of mass comparable to A and B should leave significant trends in the velocity residuals from the or bital solution for periods shorter than several décades. We hâve therefore attempted sinusoidal fits to the velocity residuals for both stars and find periods of the order of 1300 days in both cases. First, the standard déviations around these fits are 0.83 and 0.51 km s-1, well below the purely observational errors, which shows that these results cannot be statistically significant.

Second, a period ratio of -3 between the outer and inner orbits is far too small for a triple System to be dynamically stable. A white dwarf in an orbit of much longer period is a possibility, but would not be détectable in our spectra.

In summary, we conclude that the abundance results reported here cannot be significantly affected by light from a third star in the System -certainly not the discrepant Li abundances of the two stars. where 3D corrections should not be significant. One of the plot shows the complété spectrum, in this way we could understand if we were dealing with a galaxy, or an active star with émission lines, or if the observation failed. The other three plots contain the observed spectrum compared to two synthetic spectra with a température within 100 K of the température derived from the g -z colour, and the two metallicities bracketing the metallicity obtained from the automatic procedure. The plotting ranges we chose permit to check as best the atmospheric parameters. The température is checked by looking at H-/3 and H-y; the metallicity by looking at the Ca n K line at 390 nm.

To understand if the star is carbon rich we look at the G-band at 430 nm. An example is given in Fig. 6.1.

Difficulty to select extremely metal-poor stars

The région of the H-e line at 390 nm is rich of lines, in metal-poor stars too, but these lines are détectable only in high S/N, high-resolution, spectra. At the resolution and S/N of the SDSS data, the extremely metal-poor stars ([Fe/H< -2.8]) in their spectra show essentially no feature, except for the H and K Can lines. The Can H line is blended with H-e. Although the contribution of Can H to the blend is dominant, the feature is strong, the line is in the saturation part of the curve of growth, so that the presence of the H-e prevents to use this line for the abundance détermination. Only the Ca ii K is available for testing the metallicity obtained from the automatic procedure. We then concentrated our visual inspection on this

range. An example of the range is visible in Fig. 6.2, where an ATLAS+SYNTE spectrum with atmospheric parameters 6200 K/4.0/-3.0, degraded at R=2000, S/N=50, is shown. The strong lines (residual intensity smaller than 0.25) of the range are depicted, and the label acknowledges about element, wavelength and residual intensity.

Undesirable objects

In the automatic procedure some exotic objects can be mistaken as very metal-poor stars. This is due to the fact that these objects do not show metallic lines in their spectra, and the automatic procedure mistakes this lack of lines for low metallicity. Among them we find mis-classified galaxies, white dwarfs, stars with émission lines. Most commonly we find white dwarfs. Some examples are shown in Fig. 6.3, 6.4, and 6.5.

Selected metal-poor stars

We determined the metallicity of a sample of ~26000 stars, with colour sélection 0.18 < g -z < 0.7 and u -g > 0.7, from the SDSS. So far we hâve observed about 20 stars using UVES at the VLT and the extremely low métal abundances derived from the low resolution spectra hâve been confirmed by the analysis of high resolution spectra. We could then produce the histogram in Fig. or slightly metal-poor stars, so that we are not so confident in the results of the analysis for solar métallicity stars.

We are now in the process of analysing these high resolution spectra to détermine detailed Chemical compositions. Further spectra of fainter stars will be acquired as soon as the highly efficient X-shooter spectrograph will be available at VLT. We are involved in the approved proposai of Guaranteed Time Observations (GTO) for the instrument X-shooter. 

Metal-poor stars from SDSS spectra

From the SDSS catalogue, we selected objects identified by the SDSS pipeline as stars, and for which spectroscopic as well as photometric information was available. We restricted the search to magnitudes g < 17 (g roughly corresponds to The rather high effective températures of our targets made it likely that we would mainly select dwarfs. This was done in view of later abundance work, and also to ease the task of analysing the SDSS spectra by assuming a typical surface gravity of logg = 4.0 (cgs). To estimate the metallicities, we adapted an automatic abundance analysis code (Bonifacio and Caffau 2003) based on fitting of spectral fines. At extremely low metallicities and the resolution of the SDSS spectra, the Ca IIK fine is essentially the only remaining métal abundance indicator and was the prime target in our fine fitting procedure.

The sélection of stars from DR6 based on photometric indices provided about 34000 candidates whose metallicities were subsequently estimated with the fitting code using the photometric températures and assuming logg = 4.0. Figure 3 shows the metallicity distribution obtained in our sélection procedure. During the course of the SDSS project, spectra of stars hâve been mainly taken for calibration purposes with the tendency to pick blue objects. Hence, there was a bias towards metal-poor objects. ugriz colours do not allow one to distinguish metallicities below about -2. Arguably (Carollo et al 2007), the distribution at lower metallicities is thus free from sélection effects, and it reflects the intrinsic stellar distribution. Anyway, we did not attempt to investigate this issue further, and just remark that our distribution can be fitted by a power law with an index of about 0.7 in the range -4.0 < [M/H] < -2.5. At the lowest metallicities, the distribution is unreliable due to the strong contamination by misclassified objects.

High-resolution follow-up spectroscopy

We hâve obtained so far a total of six nights of observing time at the Very Large Telescope (VLT) with Ultraviolet and Visual Echelle Spectrograph (UVES) for 25 EMP candidates. For 15 objects the observations are completed, and we obtained spectra with a resolution of R ^21 000. The abundance analysis is not completed yet so that only qualitative results can be presented here. Up to now, our sélection procedure has proven to be very effective, and no object with metallicity noticeably higher than that expected was found in the high-resolution spectroscopic follow-up.

Wavelength (nm) respectively. The filter provides good discrimination to low metallicities, however, not in the F-type température range but for cooler températures. In the filter, we hâve imaged 10 square degrees of the sky which has been covered by the SDSS and are in the process of extracting the photometry.

If workable, this procedure might open up a large sample of K-type stars for the search for EMP objects. We expect the technique not to be as effective as making use of SDSS-like spectra for identifying candidates, but nevertheless comparable to the yields previously obtained from the HK survey and H ES.

Going deeper with X-shooter

Soon the X-shooter spectrograph at the VLT will see first light. X-shooter provides a wide spectral coverage with R % 7000 between the UV and 500 nm, and AE«^12 000 from 500 to lOOOnm. This kind of resolution is not idéal but nevertheless sufficient for some abundance work. The outstanding efficiency of X-shooter allows one to go to noticeably fainter targets than with UVES. We obtained two nights of guaranteed time observations for testing the capabilities of X-shooter for observing EMP stars. We selected ten candidates from the SDSS in the range 18. 

Atmospheric parameters and analysis

As a first estimate of the effective températures of our stars, we used the wings of Hcc. Tempér atures were then redetermined using the Fe I excitation equilibrium, and were found to agréé with the Hcc températures to within 100 K. The surface gravity was derived from the Fe i/Fe II ionisation equilibrium, and the microturbulence was determined by requiring Fe I lines to provide the same abundance regardless of line strength. Equivalent widths of Fe I and Fe II lines hâve been measured by means of the FITL1NE code (François et al. 2003). ATLAS model atmosphères and SYNTHE (Kurucz 1993(Kurucz , 2005) ) synthetic spectra, in their Linux version (Sbordone et al. 2004, Sbordone 2005), hâve been employed in the analysis. Adopted stellar parameters are listed in Table Figure 3: Sr il 407.7 nm and 421.5 nm lines used in the abundance analysis.

Discussion and conclusions

The 3D effects on the carbon abundance determined using CH lines were found to be significant, with 3D corrections of up to -0.7 dex. This suggests that ail the published C abundances in dwarf CEMP stars, based on molecular lines and 1D models should be reconsidered in the light of hydrodynamic simulations. Star SDSS J1349-0229 exhibits a strong C2 Swan band which classifies it as a carbon star (C/0> 1), while the other two stars are carbon-enhanced stars.

In Figure 4 we plot the Sr and Ba abundances of the three stars (red symbols) together with a sample of 24 CEMP stars from Table 4 of Sivarani et al. (2006). It is now widely accepted that the CEMP class includes objects which hâve rather diverse astrophysical origin. One sub-classification of such stars was proposed by [START_REF] Beers | The Discovery and Analysis ofVery Métal-Poor Stars in the Galaxy[END_REF] CEMP stars (open squares for dwarfs, circles for giants) listed in Table 4 of Sivarani et al. (2006).

6.4 6Li in metal-poor stars

The Spite plateau

Lithium is one of the few éléments produced in the big bang, that is détectable in stars. In the first three minutes after the big bang the nuclei of 2H, 3He, 4He, and 7Li were synthesised in amounts which dépend on the baryon to photon ratio 77, which is a priori unknown. Lithium, due to its fragility, is destroyed in the région of the stellar atmosphère where T > 2.5 x 106 K.

This condition is fulfilled in the envelope, so that the stars with extensive convective zones destroy Li. However, in Main Sequence F and early G type metal-poor stars, the convective zone is shallow and superücial so that, according to standard models, Li should not be de stroyed. In fact Spite & Spite (1982) found that metal-poor dwarf stars share the same Li abundance, irrespective of their metallicity or température, the so-called Spite plateau. This fact was taken as an indication that the lithium in this stars was indeed of primordial origin and could in fact be used to détermine the baryon to photon ratio at the time of nucleosynthesis, and therefore the baryonic density of the Universe.

After the claim of Spite & Spite ( 1982), in more than 20 years of research in the field, two points that put some shadow in the plateau as the sign of primordial Li, should be mentioned

• the measurement of the fluctuations of the Cosmic Microwave Background by the WMAP satellite provided an independent measurement of the baryonic density, which is thus no longer a free parameter (Spergel et al., 2007); the Li abundance predicted by Standard Big Bang Nucleosynthesis (SBBN) is a factor of 3 larger than that observed in halo stars;

• the primordial nature of Li has been questioned by researchers who claim the existence of a slope in the plateau, possibly due to a Galactic production of Li in the early Galaxy (Ryan et al., 1999(Ryan et al., , 2000;;Boesgaard et al., 2005).

The disagreement with WMAP could be solved if

• the SBBN calculations should be revised, possibly with the introduction of new physics (e.g. decaying particles such as gravitinos and neutralinos);

• the primordial Li was indeed as high as implied by the WMAP baryonic density, how ever, it has been uniformly depleted in the atmosphères of metal-poor dwarfs by some physical mechanism (e.g. turbulent diffusion, gravity waves etc.).

These two points are not mutually exclusive. The issue of the slope in the plateau is somewhat elusive and different groups reach different conclusions depending on the adopted tem pérature scale.

Line asymmetry and 6Li détection

The détection of 6Li poses difficulties similar to the abundance détermination of Th in the solar photosphère. In fact it was this work on the lithium isotope that triggered the analysis of thorium in the Sun. The 6Li is détectable as a small contribution on the red wing of the 7Li 1 line at 670.7 nm.

No 6Li is not produced in the standard primordial nucleosynthesis, but it is produced by cosmic rays spallation. If it is so, the abundance of 6Li should increase with the metallicity (time), being the most metal-poor stars older, therefore formed with material less hit by cosmic rays. But this is not the case in the analysis of Asplund, Nissen et al. 2006, where the abundance of 6Li was found to be independent of the metallicity, in the range -2.7 <

[Fe/H] < -1.25, and running parallel to the Spite "plateau". One, in principle, could find a physical explanation for this behaviour of 6Li, for example invoking a metallicity-dependent 6Li déplétion, so that more metal-rich stars hâve a higher déplétion. However, other solutions should also be investigated.

The 3D profile of a line shows a convective asymmetry. A 1D line profile is symmetric, meaning that the EW of the two half of the line are identical. This is not the case when considering the 3D profile, for which the EW of the half line on the red is higher respect to the half on the blue. By using a line profile fitting procedure, with 1D synthetic spectra, one could "detect" a weak line on the red wing of a stronger line. This could be the case with 6Li. The symmetric 1D profile is not able to take into considération the observed profile, simulating a 6Li contribution.

In the following two papers (Cayrel et al., 2007(Cayrel et al., , 2008) ) the hypothesis that the 6Li dé tections may be in fact spurious, and due to the neglect of the convective asymmetry, is investigated. The resuit is positive and warrants for a re-analysis of existing measurements taking into account the line asymmetry by use of 3D model atmosphères. exist (Hobbs & Thorburn 1997;Smith et al. 1998) 

Line asymmetry derived from observation

The goal is to dérivé a template profile from single component absorption fines that are assumed to arise in the same atmospheric layers as the Li I fines and hâve similar characteristics.

In particular, the lower level of the transition should be at about 5.392 eV from the ionisation level. Several Fe I fines satisfy this constraint and hâve, in addition, similar fine équivalent widths as the main 7Li component of the blend, i.e. about 16 m accounting for 2/3 of the total équivalent width of the Li feature, measured to be 26 m in HD 74000. We hâve added a third con straint on the wavelength; it should not be too far from that of the Li blend so as to hâve a similar continuous opacity. Wavelengths shorter than 6700  were favoured since the fringing is increasing towards the red. Table 1 lists the five chosen transitions, their wavelength, excitation energy, observed full width halfmaximum (FWHM) and équivalent width.

We started by convolving the five individual profiles by a

Gaussian profile with FWHM = 1 km s-1 (or about 22 mÂ) slightly larger than the pixel size (17 mÂ). This reduces the photon noise without significant loss of resolution (the isotopic séparation of 6Li and 7Li is 0.16 Â or 7.15 km s-1). The ab sorption fines are then rebinned on a velocity scale with zéro velocity fixed at the place of maximum fine depth and a step of 0.25 km s"1. The fine centre is obtained by a Gaussian fit to the fine core. The dépréssions are finally scaled linearly to the same central value. Figure 1 gives the resuit of the scaling for the five selected iron fines. The variation of the continuous opacity of Hb etween 6000 Â and 6700 Â is very small (about 1%) and does not significantly affect the Fe I and Li I absorptions. To combine the profiles, we allow for variations in central wavelengths and Before discussing more specifically the 6Li/7Li ratio, we hâve to adapt the profile derived from Fe I to Li I. Indeed, due to different atomic weights, the Li I fines are broader. For a temperature of 5500 K, the line-of-sight thermal broadening yJ(kT/m) is 0.9 kms'1 for 56Fe, 2.55 km s-1 for 7Li, and 2.76 km s-1 for 6Li. The profile derived from Fe I fines must be convolved with a Gaussian profile of width 2.39 (resp. 2.61) km s"1 (5.6, resp. 6.1 km s-1 FWHM) to be adapted to the 7Li (resp. 6Li) components of the Li blend. Figure 2 shows this convolved pro file (red circles).

The asymmetry of the mean profile is usually described by the so-called bisector, which is the locus of the mid-points of horizontal fine segments joining the two points of the profile at equal residual intensity, on the blue and red wings. For a sym metric fine, the bisector is a straight vertical fine.

In Fig. 2 To compute an empirical profile of the Li I résonance dou blet we assumed that the individual fine components (doublet, isotopic, hyperfine) hâve the same shape as the observed mean iron profile. We further assumed that they are located at the same wavelengths and hâve the same gf-values as used by Asplund et al. (2006). Each component was weighted by its gf-value and the abundance of 6Li or 7Li. Our fitting parameters were Figure 3 displays the results of our fits to the observed réso nance Li I doublet in HD 74000 (see also Table 2). We note that scanning of the x2 in parameter space, as well as Monte Carlo simulations, show that isotopic ratio, velocity shift and thermal broadening are correlated parameters. The fit in which ail the pa rameters are left free requires an émission of the 6Li component.

This is, of course, unphysical and must be interpreted as évi dence that when the empirical asymmetric profile is used there is no need for a contribution by 6Li. In the upper panel, the velocity shift is fixed to zéro, the low goodness of fit in this case makes the fit, at most, marginally acceptable. On the other hand, it can be seen from Table 2 that a fit with 6Li fixed to zéro is good, confirming that the assumption of the absence of 6Li allows an acceptable fit. To assess the impact of the line asymmetry on the derived 6Li/7Li ratio, we constructed a symmetric profile by mirroring the blue wing of our empirical profile, which matches the unblended part of the 7Li component. This results in a good fit (not displayed here), but requires an isotopic ratio of 2.3%.

Our conclusion, based on the use of the asymmetric em pirical profile, is that there is no positive détection of 6Li in HD 74000. an average over 11 independent snapshots (each representing 28 x 28 Mm2 of the stellar surface with 140 x 140 grid points) generated by the radiation-hydrodynamics code CO^BOLD (Freytag et al. 2002;Wedemeyer et al. 2004). The atmospheric parameters of the model are Tetj = 6375, log# = 4.0 and metallicity -2.0, as shown in Table 3, together with a sélection of pa rameters found in the literature The resuit is shown in Fig. 4. The asymmetry is very similar in shape and size to the one obtained from the empirical observational study.

We hâve repeated the same computation using the same snapshots, applying this time a 3D-NLTE code newly developed by two of us (Steffen and Cayrel). The code uses an 8 level Li l model atom including 11 transitions and the corresponding ra diative processes, électron collisions and the Li+H charge ex change process computed by Barklem et al. (2003). Figure 5 shows the resulting line profile, slightly less asymmetric than the one obtained under the 3D-LTE assumption, but still exhibiting an asymmetry équivalent to a 6Li/7Li ratio blend of 2.7%, com parable to the value derived in our empirical study. In Fig. 8 we show the resuit of our best fit using the 3D-NLTE profile as a building-block of the Li feature. The theoretical profile has the correct thermal broadening. We hâve rotationally broadened the theoretical profile by 1 km s-1, as described in Ludwig (2007), to match the projected rotational velocity of the star. Note that the required additional broadening is 2.66 km s-1, which is very close to the nominal resolution of HARPS. We obtain a 6Li/7Li ratio of 0.6% and estimate the error on the Li isotopic ratio to be 2%. A Monte Carlo simulation, taking into account only Poisson noise, provides an error esti mate of 1.6%. Our estimated total uncertainty of 2% takes into account the presence of non-Poisson noise (e.g. residual fringing).

We hâve computed the asymmetry for LTE and NLTE with a gravity log (g) = 4.5 (see Table 3), instead of 4.0, and found very different results, with an asymmetry 3 times smaller, showing that the asymmetry is very gravity dépendent. Obviously com putations covering a substantial fraction of the parameters, Tca, g and metallicity, are needed.

Conclusions

We provide evidence for a significant degree of degeneracy be tween the asymmetry caused by hydrodynamical effects on the Li I résonance line, and the asymmetry caused by the presence of a 6Li blend. From both an observational study of the spectrum of HD 74000, and 3D-LTE and 3D-NLTE line synthesis compu tations, we conclude that the size and shape of the convectionrelated asymmetry is équivalent to a contribution of 6Li by a few percent. We find in HD74000,6Li/7Li = (0 ± 2)%. Moreover, the 3D-NLTE approach allows us to understand the 6 to 10 m shift commonly needed to fît the observed profile with a 1D synthetic profile.

Strictly taken, our results do not imply that previous measurements of the 6Li/7Li isotopic ratio are invalidated since 6Li

has not been previously detected in HD 74000. However, we systematically find smaller isotopic ratios when fîtting the ob served spectrum with asymmetric line profiles rather than symmetric ones. This is what we expect from the influence of the a Nave et al. (1994). b Although stronger than the other lines this scales linearly and provides a higher S/N ratio. a A négative value indicates that the fitted 6Li line is émission. b This is the fitted shift necessary to match the observed profile, note that while the empirical and 1D profiles hâve a zéro intrinsic shift the 3D profiles hâve +100ms~' and +300ms"1 convective shifts respectively. c Defined as the probability of obtaining a^as high as the one observed. d Fixed. * Rotationally broadened by 1 km s"1. The Big Bang nucleosynthesis leads now to very accurate prédictions of the primordial abundances, with the cosmological parameter rj=/V(baryons)/yV(photons) constrained by the observa tions of WMAP. On the usual scale of abundances by number of atoms per 1012 hydrogen atoms, the logarithmic abundance of 7Li is log/i(Li) = 2.64 ± 0.04 (Spergel et al. 2007 [1]), against a logaritmic abundance of 2.22 ± 0.08 for the Spite plateau (Charbonnel & Primas 2005 [2]). The first idea which cornes to mind is that the nuclear fragility of 7Li can deplete the element by the same mechanism which has depleted this nuclide in the Sun by about 2 dex in 4.6 Gyr. The main difficulty with this scheme is that the Spite plateau is both fiat and shows only a very small scatter.

It is a priori difficult to imagine a mechanism leading to a constant déplétion over two décades in metallicity and almost 1000 K in effective température. The problem of the small scatter was also serious as long as effects of stellar rotation were believed to be a main ingrédient of the déplétion mechanism. The inital distribution of stellar rotation induces without doubt a statistical scatter. We shall corne back to this mechanism in subsection 1.3.

Other possible mechanisms hâve been proposed. In section 1.1 we shortly discuss the proposai that the déplétion of the Spite plateau is due to a massive astration of the cosmic matter before the birth of the galactic halo stars (Piau et al. 2006 [3]). In section 1.2 we quote proposais using supersymmetric particles, very briefly, because the subject is considered elsewhere in this volume.

In section 1.3 we discuss in detail the diffusion -slow mixing -nuclear burning mechanism, now widely studied in dwarfs of solar metallicity. 1.1 A major astration of cosmic matter before the formation of halo stars Piau et al. 2006 [3] hâve proposed that about half of the mass of the cosmic matter from which the halo stars formed was already processed by pregalactic supemovae (SNe) of masses between 10 and 40 M0. Although this scénario has some interesting features conceming, for example, the high déplétion of Li in the extremely iron poor, C-enriched star HE 1327-2326, the level of astration invoked seems incompatible with the expected resulting metallicity on the part of the plateau below [Fe/H]=-2.0 (Prantzos 2006, NIC-IX [4]).

Supersymmetric particles

If they exist, supersymmetric particles may hâve played a rôle, both in depleting 7Li and in producing 6Li during the Big Bang, winning on the two sides. As the topic has been developed elsewhere in this volume, I will just mention here a few references dealing with this topic: Jedamzik 2004 [5], Pospelov 2007 [7], Cumberbatch et al. 2007 [8], and Kusakabe et al. 2007 [9]. The situation is complicated by the existence of hydrodynamical effects which tends to modify this R. Cayrel' vertical stratification and by the existence of méridional circulation. Initially, turbulence generated by differential rotation was considered to be the main cause of mixing, inhibiting to some degree the effects of diffusive sédimentation. The presence of hydrodynamical turbulence which tends to scramble the effects of diffusion, also enables the déplétion of fragile nuclides which are destroyed at higher températures some depth below the bottom of the convection zone. In that case, the hydrodynamical turbulence créâtes a slow mixing between the convection zone and the buming région below. Very clearly, this is the case for Sun, in which the photospheric 7Li is depleted by more than a factor 100 from an ISM initial value of 3.3. Kom et al. 2007 [11] hâve constrained the rôle of diffusion by comparing the abundances of a few éléments in unevolved stars and evolved stars in the globular cluster NGC 6397. They dérivé a déplétion of 7Li by about 0.25 dex using a stellar model of O. Richard (see [10]). This value dépends upon the différence of effective température between the unevolved stars and the evolved stars, and upon the empirical model of Richard, done before the theoretical work of Charbonnel & Talon 2008 [14]. The latter approach has been very successful in explaining a large body of observations able to constrain the theory.

First the évolution with time can be checked by observing stars in clusters of various âges, from the Pléiades to M67. Then the Boesgaard-Tripicco dip [12] poses a severe challenge to the theory, which was resolved only very recently [14]. The simultaneous observation of the three fragile nuclides 7Li, 7Be, and 9B in field stars (Boeesgaard et al. 1998 [13]) supplies direct evidence that the déplétion is linked to the physical properties of the nuclei, and reaches levels unattainable by diffusion only. This body of observations has allowed to put the theory of loss of angular momentum and of Chemical mixing in cool stars on a much better footing than before. A key ingrédient has been to take into considération internai gravity waves as well as the effects of rotation (méridional circulation and shear turbulence) [14]. Unfortunately the low-metallicity stars of the galactic halo hâve not yet been investigated in as much detail as population I stars. Further work is needed before a well accepted conclusion can be drawn.

1.4 New observational results on the metal-poor tail of the Spite plateau Very few unevolved stars at extremely low metallicity are bright enough to be subjected to the spectroscopic study of the weak Li feature. A sudden drop in the 7Li abundance at metallicities below 0.01 the solar metallicity is quite visible in a diagram plotted not in logarithmic coordinates, but on a linear scale (see Fig. 22 in Asplund et al. 2006 [15], referred to as ALN06 further on). In a study ofthe unevolved metal-poor halo stars, Bonifacio et al. 2007 [16] hâve studied 17 objects with metallicities between -3.8 < [Fe/H] < -2.7 (see Fig. 1). This study supports the conclusion that in this metallicity range something is happening to the Spite plateau: (i) the scatter in Li abundance is much larger here than on the plateau (-2.5 < [Fe/H] < -1.5). The double-lined spectroscopic binary CS 22876-032 is a striking example of this behavior. Component A (higher mass) has a logarithmic 7Li abundance of 2.2, component B has a Li abundance of only 1.75 ([17], see also Fig. 1). (ii) a décliné of the abundance of 7Li at very low metallicity looks probable. Garcia Pérez 2008 [18] also finds a drop at these lowest metallicities, which can be connected to the strict upper limit of 7Li < 0.6 found in the ultra-metal-poor star HE 1327-2326 at [Fe/H]= -5.3 (Frebel et al. 2008 [19]). Observationally, the 6Li measurement relies on the détection of a slight extra dépréssion of the red wing of the 7Li feature. However, such a line asymmetry already exists without the prés ence of 6Li. 3D hydrodynamical models of convection produced by the COsBOLD code [START_REF] Wedemeyer | Numerical simulation ofthe 3D structure and dynamics ofthe non-magnetic solar chromosphère[END_REF] clearly predict a convection-induced line asymmetry of similar strength. Cayrel et al. 2007 [24] hâve shown that, in the case of the star HD74000, a halo turn-off star of metallicity [Fe/H] = -2.0, the derived 6Li abundance is reduced to a negligible amount when taking into account this intrinsic line asymmetry. It was also shown that iron lines with équivalent widths similar to those of the doublet components of the 7Li feature, and with the same stratification, show about the same amount of asymmetry as the computed one for 7Li. This is the only "sanity" check suggesting that our computed asymmetries are correct. The referee asked us if we could compare our asymmetries with those obtained with the 3D models used in ALN06, for example. This was not possible for 7Li, by lack of published data. We tried to use the published data in Allende Prieto et al. [25] on iron bisectors for Procyon. However in the short time available we do not claim to hâve reached a defînite conclusion. Work is in progress to investigate this important point. 

A statistical problem with the subsample with detected 6Li

Before proceeding further, it is worth to note that what everybody calls the 6Li plateau is the almost constant 6Li abundance of the stars having a certain détection of 6Li, namely those satisfying the condition: (6Li)/(7Li) > 2o ; o being the estimated accuracy in the détermination of this ratio. As the abundance of 7Li is almost constant in the sample, and the noise is also fairly constant, it means that ail values of n{ 6Li)/n(7Li) below about 2 per cent hâve been discarded. This is clear in Fig. 13 of ALN06, reproduced here as Fig. 2. We are interested in the meaning of the "plateau" with respect to the full sample we note that the mean of the ratio for the full sample is 0.022, compared to 0.041 for the subsample. The médian of the full sample is 0.018. A sélection criterion involving the value of the studied variable is well known to introduce a severe bias (see the waming of Kapteyn & Weersma 1910 [26] about small parallaxes). A sélection with n(6Li)/«(7Li) > 3cr would move the plateau to a still higher value of 0.045, whereas a sélection on the error only, keeping errors below 0.013, when the mean error is 0.0154, leads to a mean of n(6Li)/n(7Li)=0.021, almost unchanged (Fig. 2). A more severe constraint on the accuracy of the déterminations, error < 0.012, gives a mean of 0.18, still close to the mean of the full sample. In what follows we claim that the true measured signal is about 2 per cent induced by the asymmetry of 6Li (affected by the measurement error). The mean of 0.022 acquires then a new signification: absence of 6Li. The certain détections are now decreased in number, as only values of 2<r above 0.02 represent certain détections. The new number is of the order of 1 or 2, and critically dépends on the value of <7.

The size and behavior of the convective line asymmetry

Our main interest is investigate the dependence of the convective line asymmetry upon stellar metallicity, effective température and surface gravity. Table 1 gives our preliminary results for a small grid of 8 hydrodynamical simulations. The entry 'asym' is the excess of absorption in the red wing of the blend relative to the équivalent width of the full line. ' Asym' was determined by fitting the asymmetric 3D line profile, obtained from NLTE line formation calculations on a number (A0 of selected snapshots from the hydrodynamical simulations, with a combination of two symmetric 1D line profiles. It is what is measured in practice to détermine the ratio «(6Li)/n(7Li).

For given and log g. the predicted line asymmetry is fairly constant for metallicities below [Fe/H]=-2, but increases noticeably towards higher [Fe/H], Hotter stars with lower gravity (tumoff stars) show higher line asymmetries than cooler unevolved dwarfs.

The source of the line asymmetry

It is interesting to hâve a look at the dynamical origin of the line asymmetry. Obviously, it is the hydrodynamical asymmetry between upward and downward convective flows that is at the origin of the asymmetry of the 3D line profiles. There is little asymmetry at log 1^0SS = -3 or -2, but in the lower photosphère (log Tr0Ss = -1 and 0) the asymmetry is conspicuous. For the centre of the dise, the 3D-NLTE contribution function of the Li I résonance line peaks at log Tr0Ss ~-1. The broadening is large and the asymmetry is important (Fig. 5). In 3D-LTE, however, the contribution function has a double peak, one at log^0ss ~-1, but a second one at in very superficial and very cool layers [START_REF] Cayrel | Line shift, line asymmetry, and the 6Li/7Li isotopic ratio détermination[END_REF], where the velocity distribution is The green dots represent the profile of a 6Li / 7Li blend, computed with the symmetric profile and a ratio /2(6Li)//t(7Li)=0.022, equal to the mean value of the observations of ALN06 for a sélection of stars with parameters 6100 K< 7^< 6400 K and 3.7 < logg < 4.3. The signal of this blend measures the isotopic ratio: n(6Li)//2(7Li) = AW//lT = 0.021. There is a slight différence between the signais produced by the asymmetric 3D profile and the 6Li / 7Li blend (the 6Li blend is slightly more red-shifted and shallower), but these différences are too small to be measurable. ( Kratz et al., 2007). It is more massive than Eu (A(Eu)=153, A(Hf)=176) and can be measured from a set of lines in the blue part of the visual spectrum (such as 391.8 and 409.3 nm). In section 4.9.4 we discuss our analysis of hafnium in the Sun. Hf is believed to be efficiently produced by the s-process (the s-process is thought to hâve provided 55% of meteoritic Hf content in the solar System, Arlandini et al. (1999)). As a conséquence, it can be effectively employed as référencé only where s-process enrichment can be considered negligible. Alternatively, where U is measured, the U/Th ratio can be used since the two hâve very different half-life times. The measurement of U is nevertheless extremely difficult and has been possible only in a handful of r-enhanced stars (Cayrel et al., 2001).

We investigated the âge uncertainty in the cases of stable+unstable (i.e. Eu/Th and Hf/Th) and unstable+unstable (Th/U) chronometer pairs, and its relation with the uncertainty related to abundance measurements. We discuss the optimal relation between to-be-measured âge and mean lifetime of a radioactive species. We applied our results to some stars. We think that spectroscopy-based radioactive stellar dating would benefit from improvements in the theoretical understanding of nucleosynthesis and Chemical évolution. Its application to clus ters can provide important constraints for nucleosynthetic models.

Introduction

The détermination of absolute âges for stars is of paramount importance in astrophysics since âges allow to establish the timescales on which stellar populations and their Chemical com position evolve. The presence of long-lived unstable éléments in stellar atmosphères olîers a way to date stars by investigating their radioactive decay spectroscopically. In its simplest form, one détermines the photospheric abundance of a pair of élé ments, of which one is unstable. By means of theoretical modelling of the nucleosynthetic production channels for the two él éments, the original abundance of the unstable nucléus can be estimated from the abundance of the stable one. This allows to dé termine the time-span over which the unstable element decayed.

The idea emerged early after the discovery of the rapid neu tron capture process (short r-process) as the source of produc One interest of such dating techniques lies in its applicability to field stars for which no distance information and hence no accurate information on surface gravity or absolute luminosity is Send offprint requests to: Hans.Ludwig@obspm.fr available, so that they cannot be placed with confidence on the oretical isochrones in the Hertzsprung-Russell diagram (HRD).

For cluster stellar populations on the other hand, HRD fitting usually provides rather précisé absolute âges (e.g. Vandenberg et al. 1996). However, for stellar clusters (especially globular clusters), radioactive dating could produce an âge estimate of comparable or even higher précision if applied to a large enough sample of stars, and would as such be very valuable as a test of the theoretical stellar isochrones.

Although potentially effective, spectroscopy-based radioac tive dating is difficult to apply. The most easily measured longlived radioactive element, thorium, is only accessible (with the exception of strongly r-process enriched stars) through a sin gle, weak line in the optical spectrum of stars, in which high accuracy is needed in the measurement to provide a reliable âge (see below). This unique Th ii line besides lieing on the red wing of a Fe-Ni blend is also blended with weaker lines of vanadium and cobalt. The relative strength of the various components for the Sun are discussed in Caffau et al. (2008) where the line-list of del Peloso et al. (2005a) was considered.

Also, the most frequently used reference element, europium, al though rather easily measured, is believed to constitute a lessthan-optimal reference. In fact, its nucleosynthetic ties with Th are rather weak, and the production ratio is sensitive to the originating supernova characteristics (Kratz et al. 2007;[START_REF] Farouqi | Proceedings of "First Stars III" conférence[END_REF].

The forthcoming introduction of Extremely Large Télescopes (ELTs) is likely to make radioactive dating of stars a much more exploitable technique, since the high signal-to-noise (S/N) ratio required is one of the main difficulties associated with such studies. In this perspective, a précisé assessment of the uncertainties associated with such technique is currently lacking, and attempted here. We dérivé the formulae for the précision to which spectroscopy can provide âge esti mâtes. They are subsequently applied to abundance analyses of stars compiled from the literature. This paper is a "spin-off' of our work (Caffau et al. 2008) on the thorium and hafnium abundance in the Sun. The chronometer pair Th/Hf has recently been suggested as suitable for radioactive dating (Kratz et al. 2007), and in the following sections often serves as an example. where nxo is the number of nuclei at r=0, and nx the number of remaining nuclei at time r; r is the mean lifetime. Explicitly, t is given by / = r ln .

(

) 2 
nx Knowing the initial and présent number of nuclei, one can obtain the time interval that has elapsed since t=0. In practise, to use the decay processes to détermine an âge, one measures the number of nuclei of the unstable species (nx) relative to the number of nuclei of a stable element which is related to «*0-This is, e.g., the case for the Th/Hf pair. Let us call nx the number of nuclei of the stable reference species related to nxo-Let us further assume that the two nuclei hâve a common nucleosynthetic origin and that the relation between the initial number of nuclei nxo and hr is given by also try to dérivé an équivalent width for the blended line by subtracting the theoretical équivalent width of the blending components to the total W of the blend. However, in general, this ignores saturation elfects, and thus the "corrected" W dilîers from the true one. As an example we may consider the Th ii résonance line in the Sun. Let us consider the theoreti cal computation of Caffau et al. (2008) based on a C05BOLD model: the W of the blend Th ii+Coi+Vii, for an assumed abundance A(Th)=0.09 is 0.74 pm, the W of just the Co H-V ii blend is 0.31 pm, while W(Th) = 0.46 pm. In spite of the fact that ail the Unes involved are very weak, it is clear that the "corrected" W (0.43 pm) differs from W(Th), due to satura tion effects. Thus one should always use the équivalent width of the line, rather than the "corrected" W, although in many cases the différence is so small that it may be safely ignored.

Substituting Eqs. ( 3) and ( 5) into Eq. ( 2) we obtain , , laWR Cx where /? is the production ratio between the respective numbers of nuclei. The production ratio may be predicted by theoretical considérations (see Kratz et al. 2007, and references therein).

From Eq. ( 2) and Eq. ( 3 4 in Caffau et al. 2008). Since 232Th has a mean lifetime of r=20.3 Gyr, we obtain from Eq. ( 7) under the most optimistic conditions, assuming cr(fi) = 0 and <t(Cx/Cr) = 0, an error in the âge détermination of the order of cr(t)^2.5 Gyr.

Even this rather limited précision is probably beyond the présent state-of-the-art in stellar spectroscopy. However it is not implausible to reach a précision of the order of 2 Gyr in the fu ture. The uncertainties due to the S/N in the spectrum may be considerably reduced by the next génération of ELTs, and uncer tainties in the blending lines can be reduced through laboratory measurements and/or theoretical calculations. The précision cur rently attainable on the dating of Globular Clusters, using Main Sequence fitting, is a factor of two better (about 1 Gyr), however it may not be applied to field stars. For field stars which are evolved off the Main Sequence, if the distance is known, an âge can be derived through comparison with theoretical isochrones.

However, distances are difficult to measure and a small error in the distance propagates to a large error in âge. In principle, ra dioactive dating has the potential to provide âges of individual field stars, even if their distances are not precisely known.

Unfortunately, in the literature équivalent widths and their uncertainties are usually not given so that a direct application of the previous formulae is not possible. In Sect. 2.2 we will see that they are nevertheless useful to dérivé a statement of the optimal decay time of a species for measuring a particular time interval.

For now, we proceed by listing the previous relations in terms of the logarithmic abundances A(X) = log ex -lognx/nH + 12.

Equation ( 4) for the âge becomes / = rlnlO{log£ + A(/0-A(X)}, (8) with the corresponding uncertainty cr(t) = rlnl0{cr2[log/?] + cr2[A(X)] + cr2[A(/?)]

-2cr[A(X)] cr[A(/?)] Cor [A(X), A(/?)] )'/2 . ( 9)

Cor [.,.] dénotés the linear corrélation coefficient. In deriving Eq. ( 9), it was assumed that p is uncorrelated with A(X) and A(R). Relation ( 9) is consistent with Eq. ( 7) as long as the statistical bias due to the change from linear to logarithmic quantities is small, i.e. that for any involved quantity q « cr(ln q) = InlO cr(log q). (

Q Equation ( 9) now explicitly contains the corrélation among the measurements of the abundances of the two involved species.

If abundance errors are positively correlated -as discussed previously -this can lead to a substantial réduction of the overall error with respect to the uncorrelated case. However, care has to be exercised when applying the formulae to literature data (as we intend to do). Quoted abundance errors are often purely statistical, uncorrelated uncertainties while correlated uncertainties related to atmospheric models are specified separately by providing sensitivities against changes of the stellar parameters. and a(WR) = a(Wx). (13) Eq. ( 12) is obtained by combining Eqs. ( 1), (3), and ( 5), while Eq. ( 13) is a conséquence of Cayrel's formula (Cayrel 1988) which, for a spectrum that is photon noise dominated, States that the uncertainty of the EW measurement cr(Vk) dépends on the FWHM of the line, the pixel size, and the S/N of the spectrum.

For spectra of moderate resolution (R< 80000), the FWHM is essentially the same for ail fines since they are not fully resolved and the FWHM is simply set by the spectrograph's resolution. This is also true for higher resolution spectra if the atoms under considération do not hâve a very large différence in mass, and therefore thermal broadening, or if the dominant broadening is non-thermal. In the case of the Th/Hf pair, the mass différ ence is not large, and in late-type stars the macro-turbulent plus rotational broadening is often of the same order of magnitude or larger than the thermal broadening. We may therefore assume that cr(W) is the same for any fine in a given spectrum. Assuming again <r(J3)=0, and cr(Cx/CR)-0, and noting that cr(WR)/WR is time independent, the relative error of t becomes For brevity, we introduced an auxiliary function F of argument ^and parameter p in Eq. ( 14). The smaller F at given p, the higher the précision of the âge détermination. The best (relative) accuracy is obtained for the time where the function F shows a minimum. As shown in Fig. 1, the function has a minimum near / « r. Left of the minimum (t < r), F decreases slowly with time, while it increases more steeply beyond the minimum (/ > r). We can conclude that an optimal relative précision for radioactive dating is obtained when one measures a time com parable to the mean lifetime of the unstable element -a perhaps intuitively expected resuit, put on a quantitative footing here.

We finally consider radioactive dating when measuring two fines from two transitions of two unstable éléments which we call X and Y. There are two decay laws to be considered for the two éléments:

2.2. Optimal decay times nx=nxoexp(-r/TX) and nY = nKoexp(-//rK). ( 15)

We now discuss how the achievable précision dépends on the time interval t we want to measure and the decay time of the ra dioactive species, r. From Eq. ( 7) or ( 9) it might appear that a radioactive species with short mean lifetime r provides the highest précision on t. However, this reasoning ignores the fact that a rapid decay (r «: t) makes it more difficult to measure Wx pre cisely. To make this connection manifest we eliminate Wx and rewrite Eq. ( 7) as where we hâve used the relations Wr Cr PCX exp(//r) (12) We suppose that tx < rY, and that the two éléments are, at least partially, formed in the same nucleosynthetic process, so that the abundances of nuclei of the two éléments at the initial instant of time are related by nxo = PnYo In this way, we obtain nx = pnYexp(-t/r), (16) once r is defined as 1 _ 1 1 r tx ty' (17) We then find the same resuit for cr(/)/r as obtained above in Eq. ( 14), except that r now dépends on the mean lifetimes of the two éléments considered according to Eq. ( 17), and the réf érencé element R is identified with the longer lived species Y at its présent abundance.

In practise, the only two radioactive nuclei which hâve been used to date stars are 232Th and 238U with mean lifetimes of 20.3 Gyr and 6.5 Gyr, respectively. From Eq. ( 17) the effective r t/x Fig. 1. The function F defined in Eq. ( 14) plotted as a function of ^for different parameters p (solid curves). The dashed line shows the case of the Th/Hf chronometer pair under solar conditions (Th n T 401.8 nm and Hf n A 409.3 nm line pair, /?=0.26). The the dotted and dash-dotted vertical lines mark two characteristic âges, 5 and 12Gyr, taking the Th (20.3 Gyr) and U (6.5 Gyr) mean lifetimes as reference.

treated separately here their related uncertainty in the évaluation of <x(r) with Eq. ( 9) is set to zéro, cr2[log/?] = 0.

We considered the work of François et al. (1993) where the authors measure the abundance of Th and Eu in a sample of metal-poor stars. From the moment that at the time the blending components of the Th ii line were not known, A(Th) cornes out larger than expected for ail the stars of the sample, giving a négative âge.

for the Th/U pair amounts to 9.6 Gyr. From Fig. 1 it is clear that the Th/U pair as well as U/R pairs (R for any stable r-process él ément) are well suited for measuring large âges around 12 Gyr, with Th/R being compétitive depending on the actual value of the p parameter. Towards âges of a few Gyr the sensitivity of U/R pairs is about 2 to 3 times higher than the one of Th/R pairs, again depending on p. We repeat that only the decay times enter the considérations here; in practise, it is usually more difficult to measure U than Th abundances so that the advantage of the shorter life time of U is offset. Finally, we ask whether there are other suitable naturally occurring radioactive éléments with life times even more favourable for measuring âges in the range of a few Gyr. The answer is 'no': the lifetimes are either much too short or much too long -besides further complications like exceedingly low abundances of the respective isotopes or the availability of suitable spectral lines.

Ages of metal-poor stars

As an application of the formulae we derived for the errors on âge, we consider metal-poor stars for which the thorium abun dance has been measured. For ail these stars the abundance of at least one other r-process element is available (see Table A.l).

Using various production ratios /? available in the literature (see Table A.2), we computed the âges of these stars using Eq. ( 8)

and their uncertainties with Eq. ( 9). Corrélations were neglected; corrélations due to uncertainties in stellar parameters are usu ally not included in the error budget, and corrélations emerging from the data réduction (e.g. background réduction) not specified by the authors. Our results are summarised in Table 1. For star HE 1523-0901 the abundances of the single éléments were not available, but in [START_REF] Frebel | [END_REF] abundance ratios are reported, and measurement errors on the individual abundances which is sufficient for our purposes. By using different produc tion ratios we intended to separate the systematic uncertainties related to nucleosynthesis and Chemical évolution from the spectroscopic uncertainties as such. Since the production ratios are Table 1. Ages and âge uncertainties crAge of metal-poor stars and the Sun obtained from formulae ( 8) and ( 9) for different chronometer pairs X/Y using the abundances listed in Table A. 1. The four "Age" columns give âges based on production rations /? of Kratz et al. (2007), Sneden et al. (2003), Schatz et al. (2002), andCowan et al. (2002) (in that order) according to 1 Three independent measurements were obtained for this star which is the reason why certain chronometer pair/object combinations are listed multiple times.

We like to point out that we applied the spectroscopy-related uncertainties of the abundances as given by the authors. There is no general consensus about the appropriate way to estimate the error on abundances, and the approach varies from author to author. For those éléments which hâve several measurable lines the error can be estimated by looking at the RMS line-to-line abundance scatter. One further might divide this error by VÂ

where N is the number of lines, provided the errors on each line are independent. However, this assumption is often questionable, since in most cases the lines are measured from the same spectrum. Any error which affects the whole spectrum (e.g. an error in the background subtraction) will affect ail the lines in the same (or at least in a similar) way. We thus argue that it is more realistic and conservative not to invoke this factor 1/ VÂ.

The âges of the individual metal-poor stars in Table 1 show a large spread when considering different r-production ratios, /?, and chronometer pairs. Also the âge uncertainties stemming from the spectroscopically determined abundances, crAge, are substantial. We note that our spectroscopy-related uncertainties are commonly larger than the estimâtes given by the authors themselves. One might speculate that the Th/Hf âge might be enlarged by a sprocess contribution to the Hf abundance: although the star has a very low metallicity, it is also carbon enhanced, so that one cannot rule out the possibility that it may hâve a (so far undetected) companion which went through the AGB phase, polluting the photosphère of the primary. However, even this hypothesis cannot be invoked to explain the large Th/Os and Th/Ir âges. Os and Ir are in fact supposed to show only minor s-process contribu tions (Arlandini et al. 1999). Again, we must conclude that large systematic uncertainties still exist in the theoretical calculations of production ratios /?. Lawler et al. (2007) provide the europium and hafnium abundance détermination for some of the stars we are con sidering for the âge détermination, but not A(Th). For HD 221170, BD +17 3248, and CS 31082-001 they keep the stellar parameter of the source we are referring for the abun dances; for CS 22892-052 they refers to Sneden et al. (2003).

For HD 115444 they use the stellar parameters from Westin and Hf (+0.13 dex) respect to [START_REF] Hill | [END_REF].

We think that at the moment we hâve to stay with an uncertainty of 0.1 dex in the Hf abundance.

The Solar âge

As another application of the dating formulae we tried to deduce the solar âge. We start taking the Th/Hf pair as an exam ple since we worked recently ourselves on this chronometer pair (Caffau et al. 2008) having ail relevant spectroscopic informa tion at hand. In the case of the 401.9 nm Th n / 409.3 nm Hf h line pair, our favourite spectral synthesis code gives Cr/Cx = 0.13.

For the Sun one has to consider two complications which are less severe for metal-poor stars:

1. the Th and Hf observed in the solar System are not the resuit of a single r-process event, but rather of the superposition of many events;

2. while Th is produced only through the r-process, Hf is also produced by the s-process.

To take into account the first point one should use an appropriate rnodel of Galactic Chemical évolution (see, e.g., del Peloso et al. 2005b). We ignore this aspect and assume a single r-process event, to see if at least a reasonable estimate of the solar âge can be derived. The second point instead can easily be taken into ac count by using the solar r-process fraction of Hf nuclei. This has been estimated by Lawler et al. (2007) to be 56.6 % of the total Hf nuclei. For the production ratio we assume /? = 0.862, from Table 2 of Kratz et al. (2007). The curve F p = 0.26) related to this case is depicted as a dashed line in Fig. 1. For âges 5 and 12 Gyr (i.e. for times corresponding to the âge of the Sun and to the âge of Galactic Globular Clusters, respectively), we find cr(t)/t = 4.3 x cr(WR)/WR and 1.9 x cr(WR)/WR, respectively.

We give these numbers mainly for illustrating the application of the formulae involving the équivalent widths. In the solar case they are not strictly applicable since when deriving Eq. ( 14) we assumed that uncertainties in the observed spectra are related to the photon noise. This is certainly not the case for Solar spec tra. The uncertainties are related to the systematics, in particular blending of the thorium line.

Turning now to spectroscopically measured abundances, Table 1 lists the obtained âges and their uncertainties, again for different chronometer pairs and assumptions about production ratios and r-process fractions (see Tables A.l, A.2, A.3). The Th/Hf âge, 22.3 Gyr, cornes out to be larger than the âge of the universe, 13.73 Gyr, as estimated from the fluctuations of the Cosmic Microwave Background (Spergel et al. 2007). By using the A(Hf)=0.88 value suggested by Lawler et al. (2007), only 0.01 dex higher than the abundance we use, the âge corne out very close, 0.5 Gyr larger. Even if the solar abundance of Hf and Th were produced in a number of distinct supernova events at different times, the resulting mean âge as computed from Eq. ( 8) cannot be larger than the time elapsed since the earliest supernova event, which cannot hâve occurred earlier than 13.73 Gyr ago. We hâve ignored the destruction of Th by photons in stellar interiors. According to del Peloso et al. (2005b) the matter cycled through stars may hâve a réduction of 10-20% in Th. However, even when increasing the Solar Th abundance by 20%, one still dérivés an âge of 18.2 Gyr from Eq. ( 2). We hâve to conclude that either the assumed value of /T or the r-process fraction of Hf is incorrect. Among the other chronometer pairs

Th/Eu provides the closest match to the actual Solar âge, while in general -like for Th/Hf -there it the tendency to grossly overestimate the âge. The photospheric solar abundance of eu ropium provided by Lawler et al. (2007) is exactly the same we are using. Obviously, the complex Chemical history of the Sun together with uncertainties in the production ratios make it very difficult to obtain a reliable Solar âge by radioactive dating.

Conclusions and remarks

The accuracy of radioactive cosmo-chronometry is not going to be extremely high on a single star. A realistic estimate of what future instrumentation will be able to achieve does likely not allow to hope for a better than 2 Gyr précision, taking into account observational uncertainties only, leaving aside the systematics associated to production rates and Chemical enrichment models.

Although high-mass n-capture éléments are currently believed to be produced in a fairly well understood manner by the socalled "main" r-process [START_REF] Farouqi | Proceedings of "First Stars III" conférence[END_REF]Kratz et al. 2007), the quantitative détermination of the production ratios /? between the stable and the unstable éléments still bear significant uncer tainties.

Since in photon noise dominated spectra the measurement error on the équivalent width decreases linearly with the observa tional S/N ratio, the attainable dating précision increases roughly linearly with the S/N ratio. This constitutes a major practical challenge to the application of the method, since many of the involved lines are in the blue part of the optical spectrum (e.g.

for Th, U, and Hf), and the natural target of the analysis are cool stars.

If possible, the decaying element should be chosen such that its mean lifetime r is similar to the âge one wants to measure.

This applies also to the "effective" r of a chronométrie pair constituted by two decaying species. From this perspective, the pairs U/Th, Th/stable, and U/stable are well suited to measure âges of old objects around 10 Gyr of âge. No other naturally occurring isotope has a mean lifetime providing a similarly close match.

Potentially important systematic spectroscopy-related effects that we feel deserve further study to fully exploit the potentials of radioactive dating are effects related to departures from thermodynamic equilibrium and gas-dynamics on the line formation of the chronométrie species. For instance, the application of a 3D radiation-hydrodynamical model atmosphère by Caffau et al. Appendix A: Tables of elemental abundances, production ratios, and solar r-process fractions

The following tables list the abundances, production ratios, and solar System r-process fractions that we compiled from the literature for the purpose of radioactive dating. Sneden et al. (2003) 0.420 Schatz et al. (2002) 0.468 0.071 0.066 Cowan et al. (2002) 0.507 0.087 a Kratz et al. (2007) report three different estimâtes of the various pro duction ratios. We use the one listed as "Fe-Seed fit2" in Table 2 of their paper.
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 221 Figure 2.2 shows the temporal and horizontal average of the température as a function of the optical depth, r. For models 53, 57, and 58 the temporal average is taken over the
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 22 Figure 2.2: Upper panel: the température as a function of the optical depth, for three COsBOLD solar models (model 53, 57, and 58), is shown averaged over several snapshots. Lower panel: the différences in température of the average solar models of the upper panel, as a function of the optical depth.
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 2324 Figure 2.3: Gray-scale image of the emergent intensity during the temporal évolution of the solar model no. 59 showing the typical granulation pattern. The relative RMS contrast at this particular instant in time, integrated over A, amounts to 14%.

  2.5, second panel). The mean velocity fluctuations, £vrms = ^/(vj) -(vz)2 is related to the line broadening (see Fig. 2.5, third panel). The residual mass velocity, that considers the average in time and horizontal surface mass flux going through a unitary horizontal surface in a second; (see Fig. 2.5, lower right panel). This variable, that influences the line shift of the 3D synthetic spectrum, should be zéro because there should be no net mass flux.
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 25 Figure 2.5: The variable we look at for the snapshot sélection are shown here. The solid line depicts the results for the full sample of snapshots, the dashed-dotted line for the selected sub-sample of snapshots. The model considered here has the stellar parameters 5500 K/4.0/-2.0. Top left panel: the horizontal average of the vertical velocity, at unit optical depth, (v;(rr0Ss = 1 ))xy, as a function of time is shown; this variable is related to the line broadening of the 3D synthetic spectrum obtained from the 3D model. Top right panel: the mean veloc ity, i.e. the vertical component of the velocity averaged on the horizontal surfaces and time, is presented as a function of optical depth; this variable is related to the line shift of the 3D synthetic spectrum obtained from the 3D model. Bottom left: the mean velocity fluctuations, which is related to the line broadening is shown. Bottom right: the residual mass velocity, that considers the average in time and horizontal surface mass flux going through a unitary
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 26 Figure 2.6: The mean granule dimension in km for some of the models, for models with [Fe/H]=-2.0 (upper panel) and -3.0 (lower panel).
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 27 Figure 2.7: Three 1DLhd models with different a. Upper panel: the température as a function of geometrical height, central panel: the température as a function of optical depth; lower panel: the radiative flux as a function of optical depth.

((

  is the average of the EWs weighted by the continuum (dénoté the time average. Instead of working with the EWs of the individual snapshots it can be computed also considering the flux (F) and the continuum (C), at any instant of time i and any wavelength j, l'jLi Ci j -Fi j wavelength constant resolution.Concerning the fine profile, we compute the normalised disc-centre intensity, and the normalised disc-integrated flux, to compare with observed spectra, averaging on ail the snap shots. The normalised Flux/Intensity (F) is computed as
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 32 Figure 3.2: An example of a theoretical (6300 K/4.5/-2.0) Curve of Growth for a copper line at 327.3 nm. The diamonds over the dashed line depict the 3D simulation; the solid lines show the CoG for the 1DLHd model, for three different values of the micro-turbulence (0.75, 1.50, 2.25 km s"1 ).

2 .

 2 In correspondence to each 3D COSBOLD model we constructed hydrostatic 1D model atmosphères computed with the LHD code. LHD is a Lagrangian 1D (assuming planeparallel geometry) hydrodynamical model atmosphère code. It employs the same micro-physics (equation-of-state, opacities) as CO?BOLD. The convective energy transport is de scribed by mixing-length theory. The spatial discrétisation of the radiative transfer équation is similar to the one in COsBOLD, albeit simplified for the 1D geometry. A fluxconstant hydrostatic stratification including radiative and convective energy transport processes is obtained by following the actual thermal and dynamical évolution of the atmosphère until a stationary State is reached. LHD pro duces standard 1D model atmosphères which are differentially comparable to corresponding COSBOLD models. Remaining choices entering an LHD model calculation are the value of the mixing-length parameter, which formula tion of mixing-length theory to use, and in what way tur bulent pressure is treated in the momentum équation. Note, that these degrees of freedom aie also présent in other 1D model atmosphère codes.

  Fig. i. The observed intensity spectra (solid line) are plotted over on the fit (crosses) obtained using a grid of synthetic spectra based on the Holweger-Müller model computed with SYNTHE. Delbouille refers to the Delbouille intensity spectrum, Neckel to the Neckel intensity spectrum (see text for details).

Fig. 2 .

 2 Fig. 2. 3D abundance corrections: each correction is located according the parameters (Tetr and [Fe/H]) of the related model; the models hâve very similar gravity (log g in between 4.44 and 4.50). Black numbers depict the 3D-1D LHD différences, grey (green in colour) ones the 3D-1D internai model différences.

Fig. 3 .

 3 Fig.3. Average température structures of 3D COsBOLD (solid fines) in comparison to 1D LHD (dotted fines) models. The lower pair of curves is for 5770 K/4.44/0.0 (solar) models, the upper pair for 5900 K/4.50/-3.0 models. For clarity, the later models were shifted by +2000 K.

  the 1D model derived by a horizontal and temporal averaging of the 3D CCPBOLD model. The référencé 1D model for the computation of the 3D abundance corrections is a hydrostatic 1D model atmosphère computed with the LHD code (see Caffau & Ludwig 2007), hereafter 1DLhd model. 1DLHd employs the same micro-physics (opacities, equation-of-state, radiative trans fer scheme) as C05BOLD, and treats the convective energy transport with mixing-length theory. Here, we set the mixinglength parameter to 1.5. We also use the solar ATLAS 9 model computed by Fiorella and the Holweger-Müller solar

  use the disc-integrated solar flux spectrum of Neckel & Labs (1984) and the solar flux spectrum of Kurucz (2005) ', referred to as the "Kurucz flux spectrum". a 3D synthetic spectrum with Linfor3D is rather time consuming and the spectral-synthesis code can handle easily only a few tens of lines. The log gf values of the Unes blending the Hf lines and lying nearby are not well known, and the synthetic spectra do not reproduce the observed solar spec trum well in that région. To fit the line profiles Lawler et al.

Fig. 1 .

 1 Fig. 1. Four different observed solar spectra. displayed for four differ ent spectral Windows, each containing a Hfll line, indicated by a thin dashed vertical line. For clarity, the intensity spectra, labelled as DI (Delbouille Intensity) and NI(Neckel Intensity), are shifted down by -0.2 units, while the disk-integrated spectra, KF(Kurucz Flux) and NF(Neckel Flux), are shifted up by 0.2 units for the 356.1 nm and 391.8 nm lines. Except for the DI spectrum. the original normalisation has been retained. Note that the different spectra do not always agréé perfectly.

  ) is an identification flag. DI means Delbouille and NI Neckel disc-centre spectrum. NF Neckel and KF Kurucz flux spectrum; Col. (4): hafnium abundance, A(Hf), according to the C05B0LD 3D model; Cols. (5)-(8): A(Hf) from 1D models. with£, micro-turbulence, of 1.0 km s-1; Col. (9): uncertainties related to EW measurement; Col. (10) Lawleret al. (2007): Col. (11): 3D corrections; Col. (12): uncertainty of the theoretical équivalent width due to the limited statistics obtained from the 3D model; Col. (13): uncertainty in abundance due to the model uncertainty in équivalent width.

  de- tected also the 408.6 nm Th II line, however in our view this line is too weak and blended to be used for quantitative anal ysis. The 401.9 nm line happens to fall on the wing of a strong blend of neutral iron and nickel. Additionally, it is blended with a Co I line (about 25% of the EW of the Th II line) and a weaker V II line (1/5 of the Co line, 1/9 of the Th line in EW). The Co I and V il lines are very close in wavelength to the Th II line, and it is therefore practically impossible to disentangle the blend.

(

  2005a), and subtracted this value from the EW ofLawler et al. 

Fig. 2 .Fig. 3 .

 23 Fig. 2. The Fel+Ni I blend in the 3D simulation (solid line) is compared to the IDlhd profile (dash-dotted line), scaled in order to hâve the same central residual intensity as the 3D profile. The différence of the two spectra is shown as well as a Th 3D line profile.

  we show the results of fitting the whole spectral région both with 3D (left hand side) and 1DLhd (right hand side) profiles. The synthetic profiles hâve been built by adding 5 components: a Mnl+Fel blend centred at 401.89 nm, the Fe I+Ni I blend, the Th II+Co I+V II blend, an artificial Fe II line at 401.9206, initially suggested by François et al. (1993) and adopted also by del Peloso et al. (2005a), and the two Co I fines at 401.93. Of these components the Thll+Col+V II blend was computed for three different Th abundances, ail the other com ponents were instead computed for a single abundance and were scaled by the fitting procedure in order to best reproduce the observed spectrum.

Fig. 4 .

 4 Fig. 4. Fits of the synthetic spectra to the observed solar spectra. On the left hand side. the synthetic spectra hâve been computed from the CO^BOLD model. on the right hand side from the corresponding IDlhd model. On either side, from top to bottom, the spectra are: the Delbouille dise centre intensity. the Neckel dise centre intensity, the Neckel flux and the Kurucz flux. On each panel the sub-components used to synthesise the feature are shown individually: the light dotted line is the Th Il+Co I+V II blend. the darker dotted line is the Ni I+Fe I blend. the black dashed Unes are. from blue to red. the Mn I+Fe I blend the artificial Fe II line and the Co I 401.93 nm Unes.

Figure 4 . 1 :

 41 Figure 4.1 : The contribution function for the équivalent width of the intensity, for a nickel line at 630 nm, for different values of yu is shown. For /j = 1.0 the Nii line is formed in the range in logr630nm between 0 and -1.0 of the solar photosphère. Decreasing \i the line formation depth moves out. \i -1.0 corresponds to centre-disc intensity. Decreasing in yu from 1.0, corresponds, in the solar dise, to move toward limb. Observing the solar dise from centre to limb corresponds to look into layers less and less deep in the solar photosphère.

Fig. 4 . 3 ,Figure 4 . 2 :

 4342 Figure 4.2: Comparison of the solar atlases for clean lines. The Ci lines at 1070nm and 1072 nm, are not blended, no telluric contamination is visible, the solar atlases show agréément. Both these lines hâve been used for the carbon abundance détermination.

Figure 4 . 3 :

 43 Figure 4.3: Comparison of the solar atlases in a région we can suspect weak telluric ab sorptions are présent. The fines expected in the range are pointed out with the solid vertical segment. A label provide the wavelength, the number of the element, the residual intensity of the fine according to synthetic computation, to hâve a an idea of the relative strength of the fines. Upper panel: The solar atlases are compared in a range where two Ci fines are présent. The HD 145482 fast rotator (pink solid fine) is useful to highlight the telluric ab sorption in the night sky. As one can see, the weak telluric fine at 711.19nm visible in the fast rotator spectrum, is much stronger in the Kitt Peak solar atlases that in the Delbouille one. The 711.3 nm fine, blended with two much weaker fines, shows an agreement among the observed spectra. We then kept it in our sample for A(C) détermination. For the 711.1 nm fine, the Kitt Peak spectra show a strange shape. For this reason we considered only the Del bouille disc-centre intensity in the A(C) détermination. Lower panel: The 783.7 nm C i fine is discharged from our sample because it is blended, and, the strange shape of the fine in the Kitt Peak atlases suggests that the line is contaminated by telluric absorption.

Figure 4 . 4 :

 44 Figure 4.4: Comparison of the solar atlases in C i lines affected by telluric absorption. The telluric absorption at 960.32nm (left panel) affects the Ci line in the Neckel and Kurucz
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 3 an intermediate value Su = 1/3.

Fig. 4 .

 4 Fig. 4. The carbon abundance results of the HM model.

Fig. 5 .Fig. 6 .Fig. 7 .

 567 Fig. 5. The carbon abundances as a function of EW for the 3D model. Slope and cr on the the slope are indicated in the plots.

Fig. 1 .

 1 Fig. 1. The temporal and horizontal average of the température profile of the 3D model (solid fine) and the température profile of IDlhd models of three values of ctmlts are shown as a func tion of (Rosseland) optical depth. In addition, équivalent width contribution functions (lower, roughly Gaussian-shaped curves) for the 746.8 nm fine at disc-centre are plotted as a function of monochromatic continuum optical depth.

  2. A 1D model computed with the LHD code, which uses the same microphysics as CCFBOLD and treats convection with the mixing-length approximation, adopting q:mlt=L0 (see Caffau & Ludwig 2007 for further details), and two further IDlhd models with û:mlt of 0.5 and 2.0, to investigate the dependence of the abundance on ûtmlt-3. The ATLAS9 solar model with the abundances of Asplund et al. (2005) as computed by F. Castelli1. 4. A 1D model obtained by temporal and horizontal averaging over surfaces of equal (Rosseland) optical depth and over ail

Fig. 5 .

 5 Fig. 5. Results of the line profile fits for the 868.3 nm line. The synthetic spectra computed with SYNTHE and using the Holweger-Müller model (thin Unes) are superimposed on the observed spectra from the four solar atlases (KF = Kurucz flux, NF = Neckel Flux, DI = Delbouille Intensity, NI = Neckel Intensity; thick Unes)

Fig. 6 .

 6 Fig. 6. The unblended 3D profile of N i 746.8 nm is compared to the observed solar centre-disc profile of the Neckel Intensity atlas.

  , implying A(Ne)=7.94 and A(Ne)=8.02, respectively. By studying Ne abundances in nearby B-type starsMorel & Butler (2008) found a mean A(Ne)=7.97 ± 0.07, and suggest that this value should also be représentative of the solar Ne abundance.Wang & Liu (2008) pointed out that the Ne/O ratios in H ii régions and planetary nebulae equal on average 0.25, and suggested that the current estimate of the solar Ne/O ratio could be too low. If the solar Ne/O ratio was so large, the Ne abundance would be 8.16.We may therefore consider four possible values of A(Ne), ranging from 7.94 to 8.16. For the carbon abundance, we hâve three choices, A(C)=8.52 according toGrevesse & Sauvai (1998), A(C)=8.39 fromAsplund et al. (2005), or A(C)=8.592 fromHolweger (2001).

  Asplund et al. (2005) (7.78±0.06) and that found by Grevesse & Sauvai (1998) (7.92 ±0.06). Our A(N) is slightly lower, although consistent within errors, with the resuit found by Holweger (2001, A(N)=7.931 ±0.111).

Figure 1 :

 1 Figure 1: Left: Quiet solar granulation as observed with the lm Swedish Solar Telescope (courtesy Mats Carlsson 2004). Right: High-resolution CO^BOLD simulation of solar surface convection. Both images show the emergent continuum intensity (using identical scaling) at A 4364 Â in a field measuring 15" x 15" (11x11 Mm).

  vertical and horizontal fluctuations of physical quanti ties can be taken into account. Moreover, the (turbu lent) velocity field in the stellar atmosphère is automatically obtained without the need to specify free param-eters (like micro-and macroturbulence). We would like to point out that, although not requiring the free parameters needed in 1D computations to adjust the efficiency of the convective energy transport and the strength of the turbulent velocity field, 3D models are characterized by a set of numerical parameters, e.g. the numeri cal scheme used for solving the hydrodynamical équa tions, the spatial resolution of the numerical grid, the amount of artificial viscosity, the number of rays (an gles) considered in computing the radiation field, and many others. The hope is that the results become essentially independent of the choice of these parame ters once the numerical resolution exceeds some critical threshold.Besides the C05BOLD model, we considered also several 1D models for comparison. These include the semi-empirical Holweger-Müller model(Holweger 1967; Holweger & Müller 1974, hereafter HM), a 1D model computed with the LHD code (seeCaffau & Ludwig 2007 for further details), an ATLAS solar model com puted by F. Castelli1, and several 1D models with solar parameters computed by ourselves with version 9 of the ATLAS code(Kurucz 1993a(Kurucz , 2005b) ) in its Linux ver sion(Sbordone et al. 2004; Sbordone 2005), using the "NEW" Opacity Distribution Functions (ODFs; Castelli & Kurucz 2003), and, finally, a 1D model obtained by temporal and spatial averaging of the 3D model over surfaces of equal (Rosseland) optical depth. which we 1 http://wwwuser.oats.inaf.it/castelli/suiVap00t5777g44377klasp.dat call (3D) inodel.

Figure 2 :

 2 Figure 2: Observed profile of the Ni fine at A 821.6 nm as extracted from the Delbouille (solid) and Neckel (dashed) solar disc-centre in tensity spectral atlases. The différences between the two solar atlases are not easily explained; possibly telluric absorption affect the Neckel profile.

Figure 3 :

 3 Figure 3: Observed profiles of two N i fines are compared with a 3D synthetic profile.

Figure 4 :

 4 Figure 4: For two représentative lines the NLTE corrections from the twelve group-averaged models, ordered according to increasing continuum intensity from left to right, are shown together with the resuit for the global (3D) model (rightmost, bold symbol). The lowest curve is plotted at the true ordinate level, while the other is shifted up by 0.20 dex for clarity.

  , A(O) = 8.92'. The influential review of Anders & Grevesse (1989) still provided a value near this measurement (A(0) = 8.93 ± 0.035), but nine years later it underwent a downward update by 0.1 dex (Grevesse & Sauvai 1998), then was subject to another downward révision by almost 0.1 dex due to Holweger (2001 ), another downward révision by Allende Prieto et al. (2001), and finally was lowered again down to the extremely low value of A(O) = 8.66 recommended by Asplundet al. (2004). The last resuit is supported by[START_REF] Meléndez | [END_REF] andSocas-Navarro & Norton (2007). However, the recent resuit ofAyres et al. (2006, A(O) = 8.84), based on CO infrared lines, is a countertrend.

  provided as a function of gas pressure and température with high wavelength resolution. For the calculation of the opacities, solar elemental abundances according to Grevesse & Sauvai (1998) are assumed, with the exception of CNO for which values close to the recommendation of Asplund et al. (2005) are adopted (specifically, A(C) = 8.41, A(N) = 7.80, A (O) = 8.67). The monochromatic opacities are binned into représentative opac-

Fig. 1 .

 1 Fig. 1. Comparison of the température structures of the C05BOLD model used in this work. the 3D model of A04. and the Holweger-Müller model. For the 3D models the RMS fluctuations (thin fines) around the mean (thick fines) are indicated.

Fig. 2 .

 2 Fig. 2. The équivalent width contribution function. dEW/dlog r, for the 777.1 nm line at disc-centre. calculated from the 3D model (solid line), the <3D> model (triple dot-dashed), and the 1DLh» model (dashed).

3 .

 3 Delbouille et al. (1973) provide a disc-centre intensity spec trum in the range 300 nm to 1000 nm observed from the Jungfraujochf'. At the same web site, an infrared disc-centre intensity spectrum, observed from Kitt Peak by Delbouille

5 .

 5 for the infrared lines at 1130nm and 1316nm, we analysed Kitt Peak FTS spectra from the Digital Archive of the National Solar Observatory as reduced by one of the authors (TRA).The light emerging from the Sun is subject to a gravitational redshift of 636 m s-1 ; of the atlases we employ, only the Kurucz flux has been corrected for this effect. In addition, one should take the effect of the Earth's rotation into account at the time the spectrum was acquired. Again only the Kurucz flux has been carefully cor rected for this effect. In principle the wavelength précision of the FTS scans is extremely high; that is, wavelengths measured at one end of the scan are very close relative to wavelengths mea sured at the other end of the scan. In the terrestrial reference frame, the scans are highly accurate, since they are slaved to a laser. However, the absolute accuracy dépends on how well one has corrected for ail the other effects. Then there is the additional issue of how well the laboratory wavelengths of the oxygen lines themselves are known. Considering in addition that the convective line shifts predicted by our hydrodynamical simulations are not perfectly accurate (we estimate the accuracy to be of the order of 50 ms-1), we decided to introduce the wavelength shift between observed and synthetic spectrum as free parameter in the spectral line fitting procedure described below. Considering the six oxygen lines at 630, 636, 777 and 844 nm, we measure the following wavelength shifts, with re spect to the laboratory wavelengths: for the Kurucz flux 21 ± 264 ms"1, for the Neckel flux 388 ± 258 ms"1 and for the Delbouille intensity 344 ± 273 ms"1. Our results are in good agreement with the Allende Prieto & Garcia Lopez ( 1998) data that présent a cr of 238 m s"1 with an average of 286 m s"1 for iron lines in the Neckel flux spectrum.

A

  change in the Van der Waals broadening constant y6, input to the line formation code, can produce lines with different shapes (more or less broadened) but also of different EW. For instance if we change the logy6 of the 636 nm [OI] line from the standard input value for Linfor3D -8.145 to the value of -8.364 provided by the WIDTH approximation (Ryan 1998), the différence in EW is 0.2%. Considering the oxygen triplet, the EW increases by 4% to 5% (depending on the oxygen abun dance) if we change the logy6 from -7.57 as derived from ABO theory to -7.74 as obtained from the WIDTH approximation.

  . In the 615 nm line, for instance, a change in logy6 of 0.16 dex, from -7.164 to -7.004, produces, for an oxygen abundance of 8.66, a différence in EW of 1%. In contrast, the [OI] lines are insensitive to the value adopted for logyô. Concerning the quadratic Stark broadening, even strong lines, such as the oxygen triplet lines, are not very sensitive to the parameter y4. In fact a change by a factor 2 in y4 produces a change in the strongest line of the triplet of dex in the oxy gen abundance according to WIDTH combined with the ATLAS model. Even the shape of the line is affected by this change very little, only the wings being appreciably different in the synthetic spectra.

  férence in abundance when considering the two £ is at most 0.02 dex. For the triplet, a different choice in £ is translated into a change in the 1D abundance by up to 0.04 dex. Higher micro turbulence produces stronger lines in synthetic spectra, so that the oxygen abundance obtained is lower. In the présent work we gave preference to £ = 1.0 km s"1. Concerning the 1 DLhd model for the mixing-length parameter, we took ctmlt = 1-Most of the lines are formed in layers that are not strongly affected by convection, hence by the choice of the mixing-length parameter.However, this is not true for the 615 nm line, which is formed in deep photospheric layers. For testing this aspect, we consid ered three représentative lines: the strongest line of the triplet at 777.1 nm, the stronger forbidden line at 630 nm, and the line at 615nm. We changed the mixing-length parameter by +1-® with respect to our preferred value of 1.0. With this change in qtmlt> the change in the IDlhd oxygen abundance (for fixed équiva lent width in the synthetic flux spectra) for the forbidden and the triplet line is small ~[} {))(|)] for the forbidden line and ^for the triplet line. In contrast, we find a change in abundance of for the 615 nm line. This clearly indicates that, for some lines, the 3D-1D corrections dépend on the mixing-length parameter assumed in the 1D comparison model.

( 1 )

 1 EW of the blend [Ol]+Ni I; the contribution to the EWs due to Ni for A(Ni) = 6.25 is 0.20 and 0.18pm for flux and intensity spectra, re spectively. according to our 3D investigation. (2) EW relative to the two blending Ol lines of the multiplet. (3) EW relative to the complété multiplet.

5. 1 .

 1 Corrections for departure from local thermodynamic equilibrium Besides the fact thatHolweger (2001) computed lD-non-LTE and A04 3D-non-LTE, the différences in the two NLTE compu tations is the way in which excitation and ionisation by inelastic collisions with hydrogen atoms is accounted for.Holweger (2001 ) accounts for them by using the formalism ofSteenbock & Holweger (1984), which is a généralisation of the one inDrawin ( 1969). A04 instead totally ignore them.The two reasons favouring ignoring collisions with hydrogen atoms are (i) the larger cross-section for collisions with élec trons and (ii) the fact that électrons hâve much higher velocities, thereby making collisions with e' far more frequent. On the other hand, the ratio of hydrogen atoms to électrons is often as high as 104 or even 105. Under these circumstances, it appears difficult to deny the rôle of collisions with hydrogen atoms.In our solar model, Nt\/Nc is almost fiat at 104 in the outer layers, it is about 0.8 x 104 at logrROSS = -0.5 and then drops dramatically to ~70 at logrR = 1. One should therefore expect that the rôle of collisions with hydrogen atoms is different for lines having different line formation depths.Since theSteenbock & Holweger (1984) formalism is the only practical way to include the effects of collisions with hydrogen atoms, it has become customary in NLTE codes to adopt it and to introduce the scaling factor S h-A zéro value for this scaling factor is équivalent to ignoring the process. For some species, like Na and Li, for which laboratory data exist, it is known that the classical Drawin formula(Drawin 1969) leads to overestimating the collisional rates (seeAsplund et al. 2004, and references therein). Unfortunately, no laboratory data exists for collisions of neutral hydrogen with oxygen. Inspection of the literature shows that very different choices for 5h are made for different species. For example[START_REF] Gehren | [END_REF] advocate 5 h = 5 for Fe I in the Sun.Allende Prieto et al. (2004) hâve used the centre-to-limb variations of the 777 nm OI triplet to constrain the rôle of col lisions with hydrogen atoms. Their x2 analysis of synthetic NLTE profiles computed from their 3D hydrodynamical simu lation favours Su = 1. In several papers the Kiel group has adopted Su = 1/3(Solanki & Steenbock 1988; Stiirenburg & 
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  Sil line: A -629.9599 nm. log gf= -1.50,;yio = 5.948 eV; Fel line: E. Catt'au et al.: The solar oxygen abundance. I.

Fig. 3 .

 3 Fig. 3. The four observed spectra we used for the analysis of the [O I] 630 nm line. The Kurucz flux spectrum. KF, and the Neckel flux. N F, and Neckel intensity. NI. spectra plotted here are the normalised spec tra provided byKurucz (2005a) andNeckel (1999); the NI is shifted up by 0.1 for clarity, while the Delbouille intensity. DI. has been nor malised and then shifted up by 0.1. The vertical line indicates the laboratory wavelength of the oxygen line. We recall that KF is corrected for gravitational redshift while NF is not. explaining the large wavelength différences between the two flux atlases.

Fig. 4 .

 4 Fig.4. The contribution of Nil line (dashed line) with A(Ni) = 6.25 is compared to the combined [Ol]+Ni I blend (solid line) for dise-centre according to the Linfor3D computation with A(O) = 8.66.

Fig. 5 .

 5 Fig. 5. The 3D fit of the [01] 630 nm line. The observed spectra (diamonds. their size indicating the observational noise level) are superimposed on the best fit 3D synthetic line profile (solid). From top to bottom. the spectra are: Delbouille intensity (DI), Neckel intensity (NI), Neckel flux (NF), and Kurucz flux (KF).

  3D grids where we varied the Ni I abundance by ±0.1 dex with respect to its fiducial value of 6.25. Noting that the error of the solar nickel abundance is 0.04dex(Grevesse & Sauvai 1998), and the error of the log gf value of this line is 0.06 dex(.lohansson et al. 2003), a variation of ±0.1 dex in the strength of the nickel line takes the possible uncertainties into account.Our évaluation of the systematics induced in the oxygen abun dance shows that a différence of ±0.1 in the nickel abundance produces a différence in the oxygen abundance of ^(resulting in A(O) = 8.66, 8.74 respectively) in the fitting of the Kurucz flux. Similar values are obtained for the Delbouille intensity (a ±0.1 change in nickel implies t0.06 change in oxygen abun dance).

  At first we tried to remove the contribution of ail the blending lines by dividing the observed spectrum by a 1D synthetic spectrum computed with ail relevant atomic and molecular lines (including the Cal auto-ionisation line) except oxygen. We ob tained an oxygen abundance (A(O) = 8.78), inconsistent with what was derived from the other forbidden line (A(O) = 8.68). This is at variance with what was found by A04, according to their analysis, the différence in abundance is only 0.02 dex. This can stem from the différences in the EW s. But a différence of 0.06 pm in EW for this line can hardly explain the différence in A(O). A différence must rely on the spectral-synthesis code used in the two analysis. Next, we normalised the spectrum following the profile of the Ca I auto-ionisation line. From the EW measured from this normalised spectrum, we subtracted the con tribution due to CN molécules and obtained the oxygen abun dances reported in Table

Fig. 6 .Fig. 7 .

 67 Fig. 6. The Kurucz flux spectrum around the [01] 636.378 nm line with the identification of the stronger lines.

Fig. 8 .

 8 Fig. 8. The average température profile (left ordinate) of the 3D model (solid line) and the température profile of the IDi.hd model (dashed) are depicted as a function of Rosseland optical depth. The EW con tribution function of the dise-centre 3D synthetic spectrum (right or dinate) of the 615nm line (solid). is compared to that of the 630nm (dashed) and 777 nm (triple dot-dashed) lines. The contribution functions are scaled to hâve similar maxima and are plotted against their respective monochromatic continuum optical depths.

Figure 8

 8 Figure 8 shows the EW contribution function (following Magain 1986) of the 3D disc-centre synthetic spectrum for the 615.8 nm line in comparison with the 630.0 nm and 777.1 nm lines, together with the température structures of the 3D and 1 Dlhd models. The 615.8 nm line is formed deep inside the pho tosphère.For the 1D synthetic spectra we hâve the possibility of including ail the relevant atomic and molecular lines and thus perform line profile fitting. We performed this exercise only on the Kurucz flux: an ATLAS+SYNTHE grid provides A(0) = 8.75.

Fig. 9 .

 9 Fig.9. The OI 777 nm triplet in the four observed spectra used in this work. Symbols are as for Fig.3.

  Fig. 10. The OI 844 nm line in the four observed spectra used in this work. Symbols are as for Fig. 3. The vertical line indicates the laboratory wavelength position of the line.

Fig. 11 .

 11 Fig. 11. The observed Delbouille (DI) and Wallace (WI) disc-centre intensity spectra of the OI 926 nm line.

  5.3.6. O l 926 nmIn the Kurucz flux spectrum, as in the Neckel flux and intensity spectra, the OI 926 nm fine is contaminated by a telluric fine.The intensity spectra of Delbouille (see Fig. 1 1) and Wallace hâve been processed to subtract the telluric contribution. The subtraction is probably not completely successful, since the pro file still shows some distortion. Nevertheless, the spectra can be fitted reasonably well. Although the Delbouille spectrum has a higher signal-to-noise (about 5000), the Wallace spectrum (S/N about 500) shows less residual distortion after the subtraction of the telluric fine. For this reason the EW was only computed from the Wallace intensity spectrum, providing an oxygen abundance of A(O) = 8.75 in 3D. The 3D correction in this case is +0.06 dex (£ = 1.0 km s'1). We also did line-fitting restricted to a range that excludes the portion of the fine that is affected by the telluric absorption. The fit of the Delbouille spectrum with a CO^BOLD+LinforSD grid gives A(O) = 8.67. The 3D fitting of the Wallace spectrum results in A(0) = 8.71. Fitting the Delbouille and Wallace spectra with an ATLAS+SYNTHE grid, we obtain A(O) = 8.68 and 8.66, re spectively. With the Holweger-Müller+SYNTHE grid, we hâve instead A(O) = 8.74 and 8.73, respectively '.

Fig. 12 .Fig. 13 .

 1213 Fig. 12. The observed dise-centre intensity spectrum used for the Ol 1130 nm line. The vertical line indicates the laboratory wavelength po sition of the line.

  5.1), produces a different value in the solar oxygen abundance. A weighted mean 2 = l_ (l/of) " l(l/crj) (Bevington & Robinson 1992, p. 59), using the total errors from Table 4, provides an oxygen abundance of A(0)= 8.73 + 0.04 for SH = 0, A(O) = 8.76 ± 0.04 for SH =1/3, A(O) = 8.79 ± 0.04 for SH = L (2) Our préférence is an intermediate value, 5h = 1/3, so that the solar oxygen abundance we advocate is A(O) = 8.76 ± 0.04 ± 0.03. The first error includes the statistical uncertainties, as well as any systematic uncertainty, except the one related to the NLTE corrections, which are considered separately to be 0.03 dex. If we sum the two errors, we arrive at an oxygen abundance of A(O) = 8.76 ± 0.07. Computing A(O) from the simple average, instead of taking the weighted mean, we only obtain slightly smaller abundances. Oxygen abundances derived from intensity spectra are systematically smaller than those obtained from flux

  Fig. 1). Curiously, we obtain nearly the same oxygen abundance as Allende Prieto et al. (2001 ), even though here the OI component occupies a smaller fraction of the full équivalent width. At the time Allende Prieto et al. (2001 ) performed their analysis, the oscillator strength of the Ni transition was not known precisely, and they left the product#/e(Ni) as a free fitting parameter. They obtained a contribution corresponding to a low nickel abundance

  in his déter mination of the solar oxygen abundance. Besides mainly targeting OH molecular lines in the infrared, he recalculated the oxy gen abundance from the forbidden oxygen line at 630 nm based on the average 3D model of A04 and their équivalent width. as well as oscillator strength, obtaining A(0) = 8.75. According to our calculations, horizontal température fluctuations hâve essentially no effect on the resulting équivalent width of the line in disc-integrated spectra so that Meléndez' value can be directly compared to the value of 8.69 quoted by A04. We are left with the uncomfortable conclusion that différences in the spec tral synthesis can introduce différences as large as 0.06 dex in the derived oxygen abundance. The weighted mean of the abundances derived from several OI lines in the solar spectrum implies a solar oxygen abundance in the range A(0) = 8.73 to A(0) = 8.79, depending on the actual influence of collisions by neutral hydrogen atoms on the NLTE level populations of oxygen. The lower abundance is ob

  obtain A(O) = 8.86 ± 0.041 ± 0.025 (CNNe) from the seismic properties; the latter uncertainty is related to the abundance of C, N, and Ne.Antia & Basu (2006) using the helioseismically measured sound speed profile obtained Z = 0.0172 ± 0.002, but the method does not permit the abundance of a single element to be deduced.Chaplin et al. (2007) using the frequencies of lowdegree acoustic oscillations of the Sun obtained Z in the range 0.0187-0.0229.Basu & Antia (2008) find Z = 0.016, againfrom helioseismic considérations. As we can see, ail the results ob tained from the properties of the solar interior favour a "high" so lar metallicity, and therefore a "high" oxygen abundance. In the same line are the results obtained in the work of Turck-Chièze et al. (2004): they find a better agreement when they compare the seismic model (Z = 0.017) to the solar model with the abundances of Holweger (2001) (Z = 0.015) with respect to the model with A04 abundances (Z = 0.012).

  on average, and of the choice of S h = 0 (larger NLTE correc tions), which are both acting in the downward direction. The dif férences between the Stein & Nordlund model employed by A04 and our CO^BOLD model (see Fig. 1) are not essential for the re su lting oxygen abundance. The fact that our oxygen abundance with 5 h = 0 is 0.08 dex higher is entirely due to our measured équivalent widths, which are larger. If we use the COsBOLD model and the équivalent widths of A04, we find A(O) = 8.67 when averaging the oxygen abundances for the atomic fines, very close to their resuit. Therefore, the 3D corrections quoted by A04 are in the opposite direction to ours due to the different choice of 1D référencé model.A04 argued that their suggested low O abundance would place the Sun on the same oxygen level as is observed in the local interstellar medium and nearby B stars. However, it is not at ail obvious that the Sun's Chemical composition should reflect its immédiate surroundings since it might hâve migrated towards larger galactic radii from its place of formation(Wielen et al. 1996) of higher metallicity. Moreover, the Sun harbours a planetary System, and it is now well-established that planet-hosting stars hâve, on average, higher metallicities than stars with no planets.Ecuvillon et al. (2006) présent a uniform analysis of oxygen abundances in a volume-limited sample of 59 stars with no planets and compare it to a sample of 96 planet-hosting stars.The mean oxygen abundance of the sample of planet-hosting stars is 8.77, while the mean oxygen abundance of the sample of stars with no planets is 8.67. Thus our recommended solar oxy gen abundance places the Sun in a very popular position among planet-hosting stars in the solar neighbourhood.

  Furthermore, we are grateful to Robert Kurucz for providing the revised version of his solar flux atlas. We wish to thank Rosanna Faraggiana for many fruitful discussions on the topic of abundance déterminations. Spécial thanks also go to Inga Kamp for giving us the Kiel code and the oxygen model atom and helping us in their use. E.C., H.G.L., and RB. acknowledge support from EU contract MEXT-CT-2004-014265 (CIFIST).

  thc nominal signal-to-noise level, usually on the order of a few thousand. An example is shown in figure1where tlie grating disc-centre spectrum ofDelbouille et al. (1973) (solid black line) is compared to the Fourier-transform spectrum ofNeckel & Labs(1984) (solid green/grey line) for the triplet lines. The différences in the EW of the three lines between the two spectra are 4, 7, and 3 % in order of increasinf wavelength, which translates in abundance différences of 0.05, 0.07, and 0.03 dex, respectively.

Figure 2

 2 depicts the oxygen abundance as a function of the cosine of the heliocentric angle g for the three triplet components. We think we can exclude Sr = 1 since it is the one that gives the much higher scatter of the oxygen abundance for various g than the lower test values. Considering 31 line/observed spectrum combinations, using the C05BOLD 3D model, with the choice of Sr = 1/3 in the NLTE computation we obtain A(O) = 8.76 ± 0.07. The error includes random error related to scatter between the results obtained from different spectra, uncertainties in the continuum placement, the oscillator strength uncertainty, blends, and the choice of Sr in the NLTE computation. This oxygen abundance translates into Z = 0.014 if we consider our value for oxygen abundance and the Asplund et al. (2005) abundances for the other éléments, Z = 0.016 when the other abundances are from Grevesse & Sauvai (1998). By comparison, the Asplund et al. (2005) abundances, including oxygen, imply Z = 0.012.To quantify in how far 3D effects are important we performed a comparison with abundances obtained from a 1D model. We choose a 1D model computed with the code LHD which is a standard 1D model atmosphère code, sharing the sanie micro-physics with C05BOLD. The convective energy transport is treated with mixing-length theory.

(

  2004) is in part related to the EWs measurements. The triplet lines are important in the A(O) détermination, and t.lieir EWs are lower inAsplund et al. (2004) with respect to what we measure. In figure3we show the subjective component that is présent, in the placement of the continuum for the 777 nm triplet lines. The upper panel shows the Voigt profile to compute the EW as we did in this work, in the lower panel we tried to reproduce the EWs published inAsplund et al. (2004). We think that in this latter case part of the wings are lost.We compared the oxygen abundance of the Sun with these of stars with and without detected planets.Ecuvillon et al. (2006) compared the oxygen abundance in a sample of 96 stars with planets to a volume limited sample of 59 stars without planets. The solar oxygen is very close to the mean oxygen abundance of the sample with planets (0.01 dex lower). TheAsplund et al. (2004) value is very close to the mean oxygen abundance of the sample without planets. But both déterminations of the solar oxygen abundance are compatible with the A(O) for stars hosting planets.

Figure 4 . 6 :

 46 Figure 4.6: Comparison of the two disc-centre intensity.

  4.6), and we hâve no explanation for this disagreement. We discard the Delbouille disc-centre atlas. Only the other three atlases (KF, NF, and NI) hâve been considered for the Li abundance détermination. The reason to discard the Delbouille disc-centre

Figure 4 . 7 :

 47 Figure 4.7: An over-plot of a 3D-NLTE synthetic profile (solid line) obtained from a single snapshot, and the NI (upper panel, dash line) and KF (lower panel, dash line) by using the line-list from(Hiltgen, 1996).

Figure 4 . 8 :

 48 Figure 4.8: An over-plot of a 3D-NLTE synthetic profile (solid line) obtained from a single snapshot, with the NI (upper panel) and KF (lower panel), by using the line-list of Casares et al. (2007).

  As metallicity decreases, the neutron excess decreases, and the abundance of odd-Z éléments should decrease more rapidly than neighbouring even-Z éléments. One can therefore expect decreasing [3lP/30Si] or [31P/12Mg] ratio with decreasing metal licity. Such behaviour is in fact observed for Na(Andrievsky et al. 2007); however, at low metallicity [Na/Mg] seems to reach a plateau at about [Na/Mg] 0.5. One could expect similar behaviour from P.Phosphorus abundances in stars hâve so far been determinedfor object classes that are not apt for studies of Chemical évolu tion: chemically peculiar stars (e.g.Castelli et al. 1997; Fremat & Houziaux 1997, for a review of observations in Hg-Mn * Tables 2-4 are only available in electronic form at http://www.aanda.org 1 As defined inAmett (1971): rj = («" -«P)/(«n + np). where «n represents the total number of neutrons per gramme, both free and bound in nuclei. and np the corresponding number for protons.stars, see Takada-Hidai 1991 and references therein), horizontal branch stars(Behr et al. 1999;Bonifacio et al. 1995;Baschek & Sargent 1976), sub-dwarf B type stars[START_REF] Ohl | [END_REF]Baschek et al. 1982), Wolf-Rayet stars(Marcolino et al. 2007), PG 1159 stars(Jahn et al. 2007), and white dwarfs(Chayer et al. 2005; Dobbieet al. 2005; Vennesetal. 1996). Such stars are not useful for tracing the Chemical évolution because either they are chemically peculiar or they are evolved and may hâve changed their original Chemical composition. A few measurements exist

  measured it in the dwarf nova VW Hydri.The abundance of P in F, G, and K stars, which could be derived from the high-excitation IR Pi lines of Mult. 1 at 1051-1068 nm, has never been explored, due to the few highresolution, near-IR spectrographs available. With the advent of the CRIRES spectrograph at the VLT, the situation is likely to change, making it possible to study the Chemical évolution of P in the Galaxy using these long-lived stars as tracers. With this in mind, it would be interesting as a reference to revisit the so lar P abundance in the light of recent advances in 3D hydrodynamical model atmosphères.

  2 A(P) = log(ÀWAW + 12. Article published by EDP Sciences and available at http://www.aanda.ora or http://dx.doi.Org/10.1051/0004-6361:20078370

  measured A(P) = 5.45 ± 0.03, which is essentially the photospheric abundance adopted in the authoritative Anders&Grevesse (1989) compilation (A(P) = 5.45±0.04). Based on their ab initio computed oscillator strengths Biemont et al. (1994) derived A(P) = 5.45 ± 0.06. With computed oscil lator strengths, corrected to match measured energy-level lifetimes, Berzinsh et al. (1997) derived 5.49 ± 0.04. In their com pilation, Grevesse & Sauvai (1998)adopt A(P) = 5.45±0.04.As can be seen, ail déterminations of the solar photospheric phos phorus abundance agréé within the stated uncertainties. In disagreement with earlier work, however, Asplund et al. (2005) obtained a significantly lower value of A(P) = 5.36 ± 0.04 using a 3D solar model atmosphère computed with the Stein & Nordlund code (see Nordlund & Stein 1997). This resuit might immediately be interpreted as indicating that 3D abundance cor rections lead to a lower solar phosphorus abundance by ~0.1 dex, but other factors, such as the choice of loggf values, can also explain this low A(P). The A(P) déterminations found in the literature are summarised in Table

  the following we refer to the 1D model derived by a horizontal and temporal averaging of the 3D CO^BOLD model as the (3D) model. The reference 1D model for computing the 3D abun dance corrections is a related (same refr, log g, and Chemical composition) hydrostatic 1D model atmosphère computed with the LHD code, hereafter denoted as IDlhd model. LHD is a Lagrangian 1D hydrodynamical model atmosphère code that employs the same micro-physics as C05BOLD. Convection is treated within the mixing-length approach.In the LHD model computation, as in any 1D theoretical at mosphère model, at least one free parameter describing the treatment of convection must be decided upon: we used a mixinglength parameter of a -1.25 in the solar case, a value of a = 1.8 in [M/H] = -2.0, and a -1.0 in [M/H] = -3.0 models. We employed the formulation ofMihalas (1978) for the mixing-length theory and neglected turbulent pressure in the momentum équa tion. We also considered the solar ATLAS 9 model computed by Fiorella Castelli3 and the empirical Holweger-Müller solar model(Holweger 1967; Holweger & Müller 1974).

  6000 s, represented by 25 snapshots. This covers about 10 convective tum-over time scales and 20 periods of the 5 min oscil lations, which are présent in the 3D model as acoustic modes of the computational box. As in our study of sulphur (see Caffau & Ludwig 2007), we define as "3D abundance correction" the différence in the abun dance derived from the full 3D model and the related IDlhd model, in the sense A(3D)-A(1Dlhd)> both synthesised with

Fig. 1 .

 1 Fig. 1. The observed disk-centre, Neckel intensity spectrum (solid line) is plotted over the fit (crosses) obtained using a grid of synthetic spectra based on the C05B0LD model computed with Linfor3D.

Figure 1 Fig. 2 .

 12 Figure 1 shows the fit of the solar intensity spectrum obtained from a grid of synthetic spectra synthesised with Linfor3D and based on the 3D C05B0LD model. The close agreement be tween observed and synthetic line profiles indicates that the nonthermal (turbulent) line broadening is represented very well by the hydrodynamical velocity field of the COsBOLD simulation.
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 45 -3.0; 6500/4.5/-3.0), that the différence in the mean température profile is the only factor contributing to the 3D cor rection. In the metal-poor models, just as in the solar model, the maximum contribution to the équivalent widths of the PI lines cornes from a well-defined région close to the continuumforming layers. Even though the optical depth range that is con tributing significantly is somewhat broader in the metal-poor models than in the solar model, the (3D) and IDlhd models are usually rather close in température in this région, so the effects of the different mean température structures are not very pronounced for the considered PI lines. The 3D correction related to the différence in the mean température structure of the 3D and IDlhd models amounts to «+0.05dex for the -2.0 metallicity model and to ^+0.1 dex for the most metal-poor model.

  Grevesse & Sauvai (1998) is A(Eu) = 0.51 ± 0.08 and A(Eu) = 0.55 ± 0.02 dex, from the solar photosphère and from mété orites, respectively. The analysis ofLawler et al. (2001) yields A(Eu) = 0.52 ± 0.01 dex, adopting new atomic data for the Eu lines and taking into account the hyperfine structure of the lines employed.2. Solar europium Chemical analysis2.1. Theoretical tools We dérivé the solar Eu photospheric abundance using 3D model atmosphères computed using the CCFBOLD code (COnservative COde for the COmputation of Compressible COnvection in a BOx of L Dimensions with L = 2,3) (Freytag et al. 2002; Wedemeyer et al. 2004) and we compare our results to 1D model results. CO^BOLD solves the coupled non-linear équations of compressible hydrodynamics including 2 We adopt the spectroscopic notation A(X) = log(N(X)/N(H)) + 12.

  Castelli' using the ATLAS9 code, adopts the solar abundances of Asplund et al. (2005), an 7^= 5777 K, \ogg = 4.4377, and micro turbulence velocity of 1 km s-1 ; -the semi-empirical solar atmosphère model derived by Holweger& Millier (1974); -a solar 1D atmospheric model obtained using the temporal and horizontal average of the 3D structure over surfaces of equal Rosseland optical depth. The comparison between the 3D C03 4 5 6B0LD model and this kind of average 3D model, allows us to estimate the influence of the fluctuations, around the mean stratification, on the line formation process; -a solar 1D atmospheric model computed using a Lagrangian hydrodynamical code LHD (see Caffau & Ludwig 2007),

  and ofKurucz (2005)\ -Solar Intensity -As centre-disc solar-intensity spectra, we used the intensity ofNeckel & Labs (1984) and that ofDelbouille et al. ( 1973/'. We selected 5 Eu II optical spectral fines from the list of Lawler

the

  Eu abundance due to the uncertainty in the EW measurernent, which we estimated by performing EW measurements using different continuum placements and deblending assumptions, for each line: typically this is ~0.02-0.03 dex, with only the Eu II line at 412.972 nm showing an error in the abundance of ~0.05 dex, probably due to the blending on the blue side of the spectrum. To place solar 3D correction results in a wider context, we computed 3D corrections of the 664.5 nm Euli line for flux spectra in F and G-type atmospheric stellar models. We explored a parameter grid including TC(f between 4980 and 6460 K, log</ = 3.5,4.0,4.5 and [M/H] = 0.0,-1.0. The Eu abundance is scaled with respect to the metallicity of the model, according to the solar ratio. The reference solar Eu abundance is 0.52.

  model, provided a mean Eu photospheric abundance of A(Eu) = 0.506 dex with a standard déviation cr = 0.008 for the flux spectra, using the first three spectral features, and A(Eu) = 0.527 with cr = 0.024 for the intensity spec tra at the disk-centre, using ail the five lines. As a final value of Eu solar photospheric abundance we recommend A(Eu) = 0.518 dex (cr = 0.024). This value cornes from the average of ail measurements, both flux and intensity, since they are very close, and is consistent with the previous 1D déterminations.2. The différence 3D-(3D) allows us to estimate the 3D correc tions due to the horizontal température fluctuations, a component which was not taken into account in the classical 1D models. This correction is negligible for ail of the lines considered, with an average value of -0.009 dex (cr = 0.016)

  , and * Based on data fforn the UVES Paranal Observatory Project (ESO DDT Program ID 266.D-5655).

  This makes it difficult to obtain ail the components (or at least one) of Mult. 1 unaffected by telluric absorption. The 1045 nm Unes of Mult. 3 are particularly suited to measuring the sulphur abundance. Even if the Unes are not as strong as the components of Mult. 1, the big advantage is that there are no telluric Unes présent in the vicinity of their wavelength. Observing sulphur Unes of Mult. 3 provides a possibility of obtaining a reliable sulphur abundance in very metal-poor stars. Existing studies of sulphur in Galactic stars hâve suggested that in the range -2.5 < [Fe/H] < -2.0, the [S/Fe] ratio shows either a large scatter or bimodal behaviour. Most of the stars converge to a "plateau" at about [S/Fe] = +0.4, while a non-negligible number of stars shows a "high" value of [S/Fe] around +0.8. In the sample of Caffau et al. (2005), the détermi nation of [S/Fe] in this range of metallicity is based on the non contaminated Unes of Mult. 1. This behaviour has no proposed theoretical interprétation and may well be due to systematic errors related to the use of Mult. 1. It is therefore of great inter est to verify this puzzling finding by the use of an independent and hopefully better, diagnostics of the sulphur abundance, as can be afforded by the Unes of Mult. 3. We moreover recall that these are the only strong SI Unes belonging to a triplet System instead of quintet Systems as do the other SI Unes in the visual and near-IR range. The aim of this paper is to study the SI Unes of Mult. 3 in two well-known stars -the Sun and Procyon -and to investigate three other bright field stars of spectral type F, G, and K: HD 22049, HD 33256, HD 25069 respectively. We compare A(S) from two sulphur Unes, widely used in sulphur abundance déterminations, to the one from Mult. 3 Unes. We want to establish Mult. 3 as a valuable abundance indicator.

particular: 1 .

 1 For ail the stars we computed hydrostatic 1D model at mosphères that themselves were computed with the LHD code. LHD is a Lagrangian 1D (assuming plane-parallel geometry) hydrodynamical model atmosphère code. It employs the same micro-physics (equation-of-state, opacities) as COsBOLD. The convective energy transport is described by mixing-length theory. The spatial discrétisation and numerical solution of the radiative transfer équation is similar to the one in COSBOLD, albeit simplifiée! for the 1D ge ometry. The wavelength-dependence of the radiation field is treated by the opacity binning method. A hydrostatic strat ification in radiative-convective equilibrium is obtained by following the actual thermal and dynamical évolution of the atmosphère until a stationary State is reached. LHD pro duces standard 1D model atmosphères that are differentially comparable to corresponding 3D COsBOLD models. The remaining choices entering an LHD model calculation are the value of the mixing-length parameter, which formula tion of mixing-length theory to use, and in which way turbu lent pressure is treated in the momentum équation. Note that these degrees of freedom are also présent in other 1D model atmosphère codes. The LHD models presented in this work hâve ail been computed with qtmlt = 1.5 using the formula tion of Mihalas (1978), and turbulent pressure has been neglected. Comparisons to 3D models were always made with LHD models having the same effective température, gravity, and Chemical composition as the 3D model.
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 45 model of the Sun computed by Fiorella Castelli with the solar abundances of Asplund et al. (2005) as input for the Chemical com position. The opacity distribution functions were explicitly computed for the same Chemical composition and a micro turbulent velocity of 1km s-1. The model was computed assuming a mixing-length parameter of 1.25 and no overshooting. It is available at http://wwwuser.oats.inaf.it/castelli/sun/ap00t5777g44377klasp.dat. We used the Holweger-Müller solar model(Holweger 1967; Holweger & Mueller 1974). It is an empirical model of the solar photosphère and lower chromosphère assuming LTE, and largely reproducing the Sun's continuous and line spectrum. It considers 900 selected line profiles of 31 atoms and ions. For the Sun and Procyon, we considered horizontal and tem poral averages of the 3D snapshots over surfaces of equal (Rosseland) optical depth. Comparison with these averaged 3D models, henceforth denoted as (3D) models, provides es timâtes of the influence of fluctuations around the mean strat ification on the line formation process. Comparing 3D and

  It is therefore important to define what is meant by a "3D correction". In this paper we give 3D-1D abundance corrections with reference to LHD models. These provide a reasonably well-defined way to establish the relation between a 3D hydrodynamical model and 1D hydrostatic model. That LHD and C05BOLD use the same opacities and micro-physics ensures that the différences reflect only the 3D effects and no other effects, as would be the case if we computed corrections with respect to other hydrostatic mod els, like ATLAS. It may be useful to summarise the différences between a 3D hydrodynamic model and a 1D hydrostatic model as due to two factors: 1. a different mean structure of the two classes of models; 2. horizontal température and pressure fluctuations, which are présent in a 3D simulation but not (by définition) in a 1D model.

  used the parameter derived from the theory by 4 http://www.sc.eso.org/santiago/uvespop/ Anstee & O'Mara (1995),Barklem & O'Mara (1997), andBarklem et al. (1998b) and summarised inBarklem et al. 
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 1 Corrections for departure from local thermodynamic equilibrium According to Takeda et al. (2005a), several of the atomic sulphur Unes show non-negligible departures from LTE. It is beyond the scope of this paper to investigate these departures, however we do make use of the published departures from LTE of Takeda et al. (2005a).

  et al. (2004) use a MARCS model as the 1D reference. In the table the NLTE correction, according toTakeda et al. (2005a), is included in the next-to-last column (À). The last column is the adopted sulphur abundance. In Cols. 4-11 there are the sulphur abundance values derived from 1D models, using a £nicro of 1.0 and 1.5 km s"1.In Fig.1the solar sulphur fines considered in this work are plotted together with the 3D synthetic spectra. The weak fines of Mult. 6 and Mult. 8 hâve also been fit ted with both the COsBOLD+Linfor3D synthetic spectra and ATLAS9+SYNTHE. The results agréé with the abundances ob tained from the EWs within 0.05 dex. The LTE computation implies A(S) = 7.252 ± 0.143 (this is an average of ail the A(S) given in Col. (3) of Table 2); while applying the NLTE corrections of Takeda et al. (2005a) (given in Col. (11) of Table 2), we obtain A(S) = 7.213 ± 0.113. The quoted errors are the line-to-line scatter in the abundance déter minations from the six features considered. It is worth pointing out that, given the high S /N of the available solar spectra, the

Fig. 1 .

 1 Fig. 1. Sun: synthetic spectra (green/grey thick solid line) based on the 3D model atmosphère are super imposed on the observed (black solid line) solar flux spectrum of Kurucz.

and 7 .

 7 194 ± 0.021 in NLTE for the 869.4nm line. From Mult. 3 we find A(S) = 7.379 ± 0.014 in LTE and A(S) = 7.309 ±0.016 in NLTE.

Fig. 3 .

 3 Fig. 3. Procyon: joint probability density function (not normalised) of continuum intensity and (disk-centre) EW for the 1045.9 nm line in the 3D model (grey contours). The labelled symbols mark the 3D and (3D) average, as well as the resuit for a LHD model with «mit = 1.5. The micro-turbulent velocity for the 1D models is 2.1 kms-1.

Fig. 4 .

 4 Fig.4. Sun: same as Fig.3for the solar case. The micro-turbulent ve locity for the 1D models is 1.0 km s"1.

  Gratton et al. (1996),Takeda et al. (1998), and Allende Prieto et al. (2002), whileTakeda et al. (1996) prefer a lower value of 1.4 km s-1. Test calculations hâve shown that a réduction of £micro from 2.1 km s"1 to 1.5 km s-1 leads to a réduction of the abundance correction 3D-LHD by a factor of two. In part, this may explain the different 3D corrections we obtain in compar ison toNissen et al. (2004) who find negligible corrections for an only slightly coder atmosphère (7^= 6191 K, log # = 4.04, [M/H] = 0.0). On the other hand, ail sulphur lines that span a range of a factor five in équivalent width provide a consistent abundance in 3D when 1D-NLTE effects are included. We cannot provide a resolution here, but the issue of the appropriate micro-turbulence in 3D-1D comparisons clearly needs further investigation.

Fig. 5 .

 5 Fig. 5. Procyon: synthetic spectra (green thick line) based on the 3D model are super imposed on the observed (black solid line) ones.

For

  this star the contribution of the iron line to the 1045.5 nm line of Mult. 3 is large. So considering only the 869.4nm and the 1045.6 nm line, the sulphur abundance is 7.297 ± 0.106, and 7.248 ± 0.070 if we apply the NLTE corrections of Takeda et al. (2005a). Considering ail lines A(S) = 7.254 ± 0.102 in LTE, A(S) = 7.207 ±0.120 with NLTE corrections of Takeda et al. (2005a). Since A(S) = 7.199 from the 869.4nm line, and A(S) = 7.169 ± 0.182 from the the two lines considered in Mult.3, we can conclude that the abundance déterminations from the two

4 .

 4 HD 25069: No detailed abundance analysis has been done for this star, but many measures of its radial velocity exist up to 2005. Valenti & Fischer (2005) made an extensive study of the spectroscopic properties of cool stars. From one Keck spec trum, they derived (with Kurucz models) refr =4994 K, log 0 = 3.53, [M/H] = 0.10, V sin(f) = 3.3 km s-1, RV = 39.2 km s-1. Abundances of Na, Si, Ti, Fe, Ni are also given.

  22049) is a much-studied star (795 papers since 1983). It is a variable star of BY Dra type. (BY Dra stars are flare stars with cool spots, which cause photometric vari ations during the rotation of the star.) It has two suspected planets: e Eri b (Campbell et al. 1988) and e Eri c (Quillen & Thorndike 2002). Benedict et al. (2006) determined the mass of e Eri b from HST and ground-based astrometric and RV data, modelled its orbit, confirmed the existence of this companion, and discussed the existence of the possible tertiary invoked by Quillen & Thorndike (2002) and Ozemoy

  consensus that the so-called cr-elements (O, Ne, Mg, Si, S, Ar, Ca, and Ti) are synthesized essentially during hydrostatic and explosive buming phases in massive stars, and then released in the interstellar medium when such stars undergo type II Supernova (SN) explosion (Chiefîi & Limongi 2004). As such, cr-elements provide crucial information to reconstruct the star formation history of stellar populations. O, Mg, Si, Ca, and Ti are easily measured in stellar spectra and are thus the most frequent choice in stellar abundance studies. S on the other hand is the natural choice when abundances are determined in the Interstellar Medium (ISM), Planetary Nebulae (PN), or extragalactic absorption Systems (e.g. Damped Lyman Alpha Systems, DLA) due to the ease of measuring it and its weak tendency to form dust. The extent to which stellar and Send offprint requests to: luca.sbordone@obspm.fr * Based on observations made with the ESO VLT-Kueyen telescope at the Paranal Observatory. Chile, in the course of the ESO-Large Programme 165.E-0263 ISM / PN / DLA a-element enrichments are comparable is thus dépendent on wether or not S is supposed to vary in lockstep with the other or-elements.

1 (

 1 find S to follow the same trend as other a-elements ([S/Fe] showing a plateau at low metallic ities), others point towards a steady growth of [S/Fe] with decreasing metallicity (Israelian & Rebolo 2001; Takada-Hidai et al. 2002), or an increase in the scatter of [S/Fe] at low [Fe/H] (Caffau et al. 2005b). The cited debate can in fact be extended to the overall behavior of tr-elements: while the stan dard view of [û'/Fe] évolution with metallicity has for some time now assumed the presence of a plateau below [Fe/H]-McWilliam 1997), observations as well as models suggest the possibility of a continuing rise down to the lowest observed metallicities, at least for Mg and O (first pointed out by Abia

Fig. 1 .

 1 Fig. 1. The (normalized) spectrum of 47 Tue star # 1012 with superimposed a synthetic spectrum with Tefr 5832 K, logg 4.05, [Fe/H]=-0.5. The three fines of Si mult. 1 are labeled, as well as the most prominent telluric absorptions (marked with © symbol).

  method described inCaffau et al. (2005b), namely by performing Monte Carlo simulations. In that paper the error estimâtes are obtained for a sample of dwarf stars with [Fe/H]=-1.5. We hâve performed additional Monte Carlo tests to assess the reff sensitivity of the S lines in the SG stars (Teir being the only parameter showing a significant différence between TO and SG stars), and to ascertain that such uncertainties apply to the more métal rich objects of 47 Tue and came up with values which are essentially identical to the ones inCaffau et al. (2005b), which we will then assume from now on.Concerning random errors, the resuit of a 1000-events sim ulations, for a parameter set compatible with the TO stars set, indicates an 1er uncertainty (for a single line) of 0.12 dex for S/N=30, and 0.22 dex for S/N=15. The same values hold for the SG stars. Given the typical S/N of our spectra, we will as sume henceforth a typical uncertainty of 0.2 dex to be due to the S/N.For the TO sample, a change in log g of ±0.25 dex causes a ± 0.08 dex variation in A(S), ± 100 K in température cause a variation of tO.06 dex in A(S), while [Fe/H]±0.2 dex in duces a ± 0.03 dex variation in A(S). Comparing with table3ofCarretta et al. (2004) one notices that both 7eff and log g varia tions act in opposite senses on [Fe/H] and on A(S). On the one hand, log g has a maximum stated error inCarretta et al. (2004) of 0.08 dex. Taking into account both the effect on metallicity and the one on A(S), this would lead to a variation of 0.03 dex in [S/Fe], negligible in the présent scope. On the other hand, Carretta et al. (2004) claim a maximum reff error of ± 90 K for TO stars and ±60 K for subgiants. Shifting the whole température scale rigidly would not make or break the [S/Fe] spread we observe, but one could argue that the Carretta et al. (2004) Teft scale might be excessively "compressed". By lowering the TO stars température and rising the one of the subgiants by the maximum amount stated, one would reduce significantly the observed [S/Fe] spread. A 90 K lower température for the TO stars would lower their [Fe/H] by 0.08 dex. The effect on S would then be due both to the reduced Teff and to the decreased metallicity, the total effect being roughly AA(S)=+0.04 dex. A similar calculation for the SG stars leads to AA(S)=-0.03, which become A[S/Fe]=+0.12 for the TO and -0.09 for the SG. This would reduce the [S/Fe] spread by 0.21 dex, eliminating something less than half of it. On the other hand, such a change would lead [Fe/H] to differ between TO and SG stars. Currently, the two subgroups give precisely the same metallicity (-0.67) with a dispersion of 0.02 dex among TO stars and 0.01 dex among SG stars. Applying the aforementioned opposite température différences would separate the TO and SG stars by 0.14 dex in metallicity, roughly five times the quadratic sum of the two group uncertainties. We there fore suggest that any Tefr bias is very likely to be a simple additive shift to both TO and SG stars température. It is also worth noting that some imbalance (~0.13 dex) exists between Fe i and Fe n abundances in the giants sample of Carretta et al. (2004). According to Carretta and collaborators' error budget, this would be entirely solved by rigidly increasing the in subgiants by 100 K. Again, a rigid shift of the Teg scale would not affect the spread in A(S) nor in [S/Fe], and would also break the ionization equilibrium in the TO sample. Shifting the giant sample only would reduce the spread in sulphur abundance, but Table 2. 3D corrections for the S i 922.8 nm line, computed for a set of stellar parameters compatible with the ones in our sample, for an EW of 12 pm. The corrections are in the form Abu(3D)-Abu( 1D). The model parameters are listed as well. A microturbulence of 1.5 km s-1 has been employed in the LHD

Fig. 2 .

 2 Fig. 2. [S/Fe] plotted against [Na/Fe] for our sample of 47 Tue stars. Na spread is added for reference from Brown & Wallerstein (1992) (open red triangles), Alves-Brito et al. (2005) (open green stars), and Koch & McWilliam (2008) (open blue squares). A typical error for our dataset is also dis play ed. Stars in our sample belonging to the TO are identified by a larger open circle around them.

Fig. 3 .

 3 Fig. 3. [S/Fe] plotted against [Si/Fe] for our sample of 47 Tue stars. Si spread is added for reference from Brown & Wallerstein (1992) (open red triangles), Alves-Brito et al. (2005) (open green stars), and Koch & McWilliam (2008) (open blue squares). A typical error for our dataset is also displayed. Stars in our sample belonging to the TO are identified by a larger open circle around them.
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 2 S/Fe] is plotted against [Na/Fe]. Black filled circles represent our data, points surrounded by a slightly larger circle indicate TO stars, and every data point is flagged with the corresponding star number. The typical size for the error is also indicated. Brown & Wallerstein (1992), Alves-Brito et al. (2005), and Koch & McWilliam (2008) do not measure sulphur, but for reference we add their values for [Na/Fe]: blue open squares for Koch & McWilliam (2008) red open triangles for Brown & Wallerstein (1992), and green open stars for Alves-Brito et al. (2005). The corrélation between Na and S abundance is clearly apparent in our data, and a Kendall r rank corrélation test in fact déter mines that the likelihood of [Na/Fe] and [S/Fe] to be correlated is 97.8%'. Another interesting thing to notice is how ail the studies with the exception of Koch & McWilliam (2008) detect a significant spread in the Na abundance. In Fig. 3 we instead plot [S/Fe] versus [Si/Fe], ail the symbols being the same as in Fig. 2. Again, there is an évident sug gestion of a corrélation, with the exception of star 433 which, while having a very high S abundance, présents a less extreme [Si/Fe], Likelihood of the corrélation from Kendall r test is here about 79%, but grows to 91% if star 433 is removed from the sample. By removing star 433 from the [Na/Fe] vs [S/Fe] corrélation test, one gets on the other hand a slight decrease of the corrélation likelihood, down to 94%. It is worth noting how star 433 has, according to Carretta et al. (2004), an unusually low [Fe/H] (0.14 dex below the average, way beyond the scatter of the Fe i abundances), and an unsatisfactory Fe i-Fe ii ionization equilibrium (0.21 dex différence). Since no evidence ever emerged of 47 Tue showing a spread in iron abundance, one might regard these results as suggestive of some problem in the analysis of star 433. If we tentatively assign the average Fe abundance ([Fe/H]=-0.66) to star 433, we obtain [S/Fe]=0.32, more in line with the rest of the sample. In fact, star 433 has a [S/H] exceeding by just 0.14 dex the average value (<[S/H]}=-0.48. [S/H]433=-0.34).

  the observed spreads. According to Kom et al. (2007) (fig. 1), by using a model with radiative accélération and turbulent mixing, an old [Fe/H]=-2 TO star shows photospheric déplétion of about 0.25 dex in Na, 0.20 dex in S and 0.15 dex in Fe. The effect would be then 0.05 dex on [S/Fe] and 0.1 dex in [Na/Fe],

  is of course constituted by the ex istence of signifîcant corrélations among the abundances. One might consider as worrying the fact that ail the TO stars of the sample exhibit a low S abundance. On the other hand, star 201075, which is a subgiant, and the one star where ail the three 2 star 482 is indeed suspect in a more general way, presenting the largest Fe i -Fe n imbalance of the wholeCarretta et al. (2004) sample.

Fig. 4 .

 4 Fig. 4. [Si/Fe] plotted against [Mg/Fe] for our sample of 47 Tue stars, plus Brown & Wallerstein (1992) (open red tri angles), Alves-Brito et al. (2005) (green stars), and Koch & McWilliam (2008) (open blue squares). Stars in our sample belonging to the TO are identified by a larger open circle around them. A typical error for our sample is also displayed.

Fig. 1

 1 Fig.1The Spite plateau at the lowest metallicities as portrayed by the "First Stars" data. The stars whose names are labelled are binaries, l'or CS 22876-32 an orbital solution is available and the analysis has been done taking propcrly into account the veiling and Li in both components has been measured. for CS22957-15 this has not been possible, due to the lack of the necessary data, however the correction for the veiling is likely not very large

  them the C-enhancement has corne about as a conséquence of mass-transfer from an AGB companion. The abundance pattern of «-capture éléments is rather diverse among the stars, suggesting nucleosynthesis taking place under different physical conditions.The giant CS 22949-037 is one of the most extraordinary found in the course of the large programme[8], With [Fe/H] ~-4.0 it is one of the most iron poor stars found in the sample, however its high abundances of CNO (|0/Fe] ~+2, [C/Fe] + 1.2, [N/Fe] ~+2.6) make its global metallicity Z not so extreme as that of the four giants with [Fe/H] ~-4[9], which are, so far, the star with the lowest Z known. There is no totally satisfactory model to explain the abundance pattern in CS 22949-037, however it is clear that some spécial kind of SN is needed to explain such an extraordinary pattern.5 Needs for the Future One would like to extend the work done so far, with high resolution, high S/N ratio spectra of stars of even lower metallicities. Such stars should be found by on-going and projected surveys (SEGUE, LAMOST, SkyMapper... ). Most of these are how ever expected to be around 18th magnitude or fainter, UVES can work at these faint magnitudes, but... slowly. The proposed high resolution spectrograph ESPRESSO (see Pasquini this meeting) in the mode combining the 4 UTs, would be idéal for these targets. According to the preliminary estimâtes ESPRESSO 4 UTs, at a res olution of R ~45000 should beat UVES in efficiency for ail targets fainter than V = 17.5.

  which lend themselves most readily to the study of many élé ments:Hill et al. (2002 -First Stars I),Depagne et al. (2002 - First Stars II),François et al. (2003 -First Stars III),Cayrel et al. (2004 -First Stars V),Spite et al. (2005 -First Stars VI),François et al. (2007 -First Stars VIII), andSpite et al. (2006 -First Stars IX). In these papers, we found the abundances in some giants to hâve been altered with respect to their initial Chemical composition, due to mixing with layers alfected by nuclear burning. Ail the stars hâve undergone the first dredgeup, so their abundances of Li, C, and N are under suspicion. However, our detailed analysis (First Stars VI and IX), showed that the surface abundances of the less luminous giants (those below the "bump" in the luminosity function) are not significantly affected by mixing.It is therefore expected that the less-luminous giants and dwarfs should display the same abundances, provided that the surface composition of the latter has not been changed by atmospheric phenomena, such as diffusion. Comparing abundance ratios in dwarfs and giants can therefore, in principle, yield insight into the degree of mixing in giants and diffusion in dwarfs as well as which element ratios are reliable guides to the com position of the early ISM in the Galaxy.So far, only few of our papers hâve discussed results for EMP dwarfs: Sivarani et al. (2004 -First Stars IV, 2006 -First Stars X), Bonifacio et al. (2007 -First Stars VII), and Gonzâlez Hernandez et al. (2008 -First Stars XI). First Stars VII focused on the Li abundance, but also discussed the model parameters and [Fe/H] of the dwarf sample in considérable detail. Here we discuss the abundances from C to Ba in the same stars and

5. 1 .Fig. 1 .

 11 Fig. 1. The région of the Mgi b triplet in the program stars.

Fig. 2 .

 2 Fig. 2. [C/Fe] ratios in our turnoff stars (black dots) and unmixed giants (open circles). The grey triangle shows the subgiant BS 16076-006.

  Fig. 3. [N/Fe] in our sample of unmixed giants. The triangle at [Fe/H]=-3.81 shows the subgiant BS 16076-006.
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 424 clearly shows higher [Ti/Fe] ratios in the dwarfs than in the giants (A[Ti/Fe] = 0.Abundance uncertainties linked to stellar parameters.

5 (

 5 figure 3 of Andrievski et al. (2008).

  _i

Fig. 4 .

 4 Fig. 4. [Mg/Fe], [Si/Fe], [Ca/Fe], and [Ti/Fe] in our program stars. Symbols as in Fig. 2.

Fig. 6

 6 Fig.6shows the [Cr/Fe], [Co/Fe], and [Ni/Fe] ratios for our dwarf and giant samples. There is rather good agreement for Ni, but [Cr/Fe] and [Co/Fe] are about 0.2 dex higher in the dwarfs than in the giants. RecentlyLai et al. (2008) hâve measured the chromium abundance in a sample of giants and tumoff stars in the same range of metallicity. The same shift appears between their giants and tumoff stars (Fig.7). Lai et al. also found an offset between the abundances derived from Cr I and Cr IL Cr II can only be measured in giants, and only a single Cr II line (d = 455.865nm) appears at the edge of our blue spectra, but the same offset as observed by Lai et al. is clearly visible in our data (Figure 8).The discrepancy between Cr I and Cr II, and between gi ants and turnoff stars, may point to non-LTE effects. The main Cr I lines are résonance Unes. Unfortunately no précisé struc ture model for the Cr atom exists, so it is not possible to explore this hypothesis at présent. If significant NLTE effects were confirmed, the most reliable abundances should be those from the Cr II line, suggesting that [Cr/Fe] « +0.1 at low metallicity.Nissen & Schuster (1997) found a close corrélation be tween the abundances of Na and Ni in the interval -0.7 < [Fe/H] < -1.3. To explain this corrélation, it has been suggested that the production of 58Ni during an SN II event dé pends on the neutron excess, which itself dépends mainly on the amount of 2?Na produced during hydrostatic carbon buming. However, this corrélation is not observed in our sample (Fig.9). In fact, [Ni/Fe] and [Na/Fe] hâve the same mean value in turnoff stars as in unmixed giants ([Ni/Fe] = 0.0 and [Na/Fe] = -0.2). [Na/Fe] is larger in several of the mixed giants, but this is due to mixing with the H-burning shell in layers that are sufficiently deep to bring products of the Ne-Na cycle to the surface (seeAndrievsky et al. 2007).

Fig. 5 .

 5 Fig. 5. [Sc/Fe] in the programme stars. Symbols as in Fig. 2.

Figure 11

 11 Figure 11 shows [Zn/Fe] versus [Fe/H]; upper limits are shown as downward arrows and the giant stars from Cayrel et al. (2004) as open circles. The upper limits are consistent with the trend defined by the giant stars, but the six actual measurements appear to define a similar trend, shifted upwards by about 0.4 dex. This could be another example of the dwarf/giant discrepancy found for some other éléments. Since the majority of our [Zn/Fe] data are upper limits, we use survival statistics to analyse them. The giant stars with [Fe/H]> -3.0 show a constant level of [Zn/Fe]= +0.199 ± 0.080. We selected the dwarf stars in the same metallicity range and used asurv Rev 1.2 1 (Lavalley et al. 1992) to compute the Kaplan-Meier statistics, as described in Feigelson & Nelson

Fig. 6 .

 6 Fig. 6. [Cr/Fe], [Mn/Fe], [Co/Fe], and [Ni/Fe] in the program stars. Symbols as in Fig. 2.

Fig. 7 .Fig. 8 .

 78 Fig. 7. [Cr/Fe] in our stars (circles) compared to those of Lai et al. (2008, triangles). Filled symbols: turnoff stars; open symbols: giants.

  3D models described in Paper XI (Teff/log g/[Fe/H]: 6550/4.50/-3.0 and 5920/4.50/-3.0). Unfortunately, we do not yet hâve any fully relaxed mod els for giant stars, so we decided to use a représentative snapshot of a 3D simulation of a giant close to relaxation (Teff/log g/[Fe/H]: 4880/2.00/-3.0).

Fig. 9 .Fig. 2 .

 92 Fig. 9. [Ni/Fe] vs. [Na/Fe] in dwarfs and giants; symbols as in Fig. 2. The dashed line shows the corrélation found by Nissen & Schuster (1997) for -0.7 < [Fe/H] < -1.3 and corresponds to the expected production ratios of Na and Ni in Type II super novae. We do not observe this corrélation in our sample. The few large [Na/Fe] values ([Na/Fe] > +0.1) refer to some of the more extreme "mixed" giants discussed in Paper IX.

Fig. 10 .

 10 Fig. 10. [Mn/Fe] ratios for our dwarf and giant stars. In panel a), [Mn/Fe] in most of the giant stars is determined only from lines with excitation potential > 2eV (open squares). In the tumoff stars (black dots) and the five most metal-poor gi ants (open circles), only the résonance triplet of Mn is usable; [Mn/Fe] is then derived from these lines, corrected by +0.4 dex (see text). In panel b), [Mn/Fe] is determined from the rés onance lines for ail stars (giants and dwarfs), without any cor rection. In both cases, the mean [Mn/Fe] ratio is offset by ~0.2 dex between the giant and dwarf stars.

Fig. 11 .

 11 Fig.11. [Zn/Fe] ratios in dwarf stars (this paper; filled circles) and in giants (Paper V; open circles).

Fig. 12 .

 12 Fig. 12. [Sr/Ba] as a function of [Ba/H] in our dwarf (dots) and giant stars (open circles; data from Paper VIII).
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  Fig. A.2. Température structure of the deepest layres of three models with Teff= 6365, log g= 4.4 and [M/H]= -3.0. The solid line is our MARCS models, the dashed-dotted line is an ATLAS non-overshooting model with û,mlt= 1-25 (also shown in Fig. A.l), the dotted line is an ATLAS non-overshooting model with arMLT= 1.00.

  Fig. A.l we compare the température structures of our MARCS model (solid line), the ATLAS nonovershooting model (dashed-dotted line) and the ATLAS overshooting model (dashed line). The température structure of the ATLAS non-overshooting and of the MARCS model are quite similar. In fact, the only différence is for the deepest layers and is driven by the different choice made for the mixing length. In Fig. A.2 we show the température structure of the deeper layers of our MARCS model (solid line) together with two

  , not surprisingly, dérivé atmospheric parameters very close to those of Cohen et al. This allows a very tight comparison of the analysis by the three groups, which we defer to Sec. C. Lai et al. use the same spectrum synthesis code as we and also use ATLAS 9 non-overshooting models which, as discussed in Sec. A, are very similar to our MARCS models. It is therefore to be expected that the abundance ratios determined by the two groups are quite similar. In Fig. B.l we compare the [Mg/Fe] ratios of the First Stars project with those of Lai et al. The overall agreement is satisfactory. In Fig. B.2 we compare the [O/Fe] ratios of the First Stars project (only giants) with those of Lai et al. The figure seems to indicate a good agreement; however we believe that this agreement is in fact fortuitous, as our oxygen abundances were based on the 630 nm [OI] line, while those of Lai et al. hâve been derived from one OH line of the UV Â2I -X2n electronic System around 318.5nm (although the précisé line used is not specified). These OH lines are known to provide very high [O/Fe] ratios

Fig

  Fig. B.l. Comparison of the [Mg/Fe] ratios of the First Stars project and those of Lai et al. (2008). Our data is shown as circles, while those of Lai et al. as triangles. Open symbols correspond to giant stars, while filled symbols to dwarfs.

8 . 1 . 2 .

 812 Fig. B.2. Comparison of the [O/Fe] ratios of the First Stars project and those of Lai et al. (2008). Symbols as in Fig. B.l. Our oxygen abundances are derived front the 630 nm [OI] line, while those of Lai et al. front one UV OH line of the A2E -X2n electronic System around 318.5 nm.

  Fig. C. 1 in which the température structures of the two models are compared.

Fig

  Fig.C.l. Température structure for three models with Tefy= 5365, logg2.95 for BS 16467-062. The solid line is our MARCS models, the dashed line is an ATLAS overshooting model, the dashed-dotted line is an ATLAS non-overshooting model.

  binary Systems one has to take into considération the veiling factors. Both stars of a binary System contribute to the observed spectrum. The veiling factors account for the contribution to each star of the System in the composite spectrum. If star A and star B are the two components of a binary System, the équivalent width, EW, of a particular line, takes into considération the contribution of both components. The équivalent width is defined as EW = f jdÀ, being D the line dépréssion and F the continuum flux. So that, taking into account both components To detect the same absorption line due to the two stars of the System, the Doppler effect must hâve acted in such a way to displace them to be two separated features. One measures in the spectrum EWAm and EWBm, and must correct these équivalent widths removing the contribution of the other component. So that EWA = EWAn]^-and EWB = EWAm -p. It must be that = 1. J ~and •=(both < 1) are the veiling factors. radius of each star must be known. In this case, if C is the continuum computed by the model atmosphère, the veiling factor for the two stars arel+(-^)(^) and 1 + respectively. The same exercise for a triple System is given in the appendix of For this binary System we performed abundance déterminations for Li, O, Na, Mg, Al, Si, Ca, Sc, Ti, Cr, Mn, Fe, Co and Ni. Abundance analysis of ail éléments has been performed

  , P. Molaro announced that high-resolution spectra from the CASPEC spectrograph at the ESO 3.6 m telescope indicated [Le/H] ~-4.3for CS 22876-032. However, just afterwardsNissen (1989) discovered, from simlar resolution spectra, that the star is a doublelined spectroscopic binary. The spectra acquired by Molaro were obtained at a single-lined phase, and the abundance analysis of CS 22876-032 byMolaro & Castelli ( 1990) assumed that it was a single star. Thus, veiling was neglected, the adopted tempéra ture was too low, and the measured [Le/H] was therefore a lower limit to the metallicity of the System.Although CS 22876-032 is relatively bright (V = 12.84) for an EMP star, it took another ten years before a suflicient number of high-resolution spectra had been accumulated to allow déter mination of the orbital parameters of this System, and to perform a consistent Chemical analysis.Noiris et al. (2000) found the or bital period to be 424.7 days and the metallicity of the System [Le/H] = -3.71. In spite of the upward révision of the metallicity, partly due to the different solar Le abundance assumed (log e(X)© = 7.50 instead of 7.63 in Molaro & Castelli 1990), the two stars in CS 22876-032 remain the most metal-poor dwarfs known. Thus, the CS 22876-032 System constitutes a unique fossil, recording the Chemical composition of the early Galaxy. Moreover, it allows a measurement of the Li abundance which probes the Spite plateau at a lower metallicity than any other known dwarfs. Note that, despite the extremely low iron abun dance ([Le/H] = -5.4), the star HE 1327-2326 (Lrebel et al. 2005) has very high C, N and O abundances, so its global metallicity, Z, is considerably higher than that of CS 22876-032. It has also been shown recently that this star is most likely a slightly evolved subgiant, not a dwarf. In this paper we use high-resolution, high-S/N ratio spectra from the ESO Kueyen 8.2 m telescope and the UVES spectrograph to improve the orbital solution and perform a complété Chemical analysis of the two stars that comprise CS 22876-032. With respect to the Norris et al. (2000) analysis, our superior S/N ratio and larger spectral coverage permit measurement of abun dances for many more éléments, and, most importantly, for both components; the Norris et al. (2000) analysis of the secondary star was limited to Le. 2. Observations and data réduction Spectroscopic observations of the CS 22876-032 were carried out with the UV-Visual Echelle Spectrograph (UVES, Dekker et al. 2000) at the European Southern Observatory (ESO), Observatoriü Cerro Paranal, using the 8.2 m VLT-Kuyen tele scope on 2000 July
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  IRAF is distributed by National Optical Astronomy Observatory, which is operated by the Association of Universities for Research in Astronomy, Inc., under contract with the National Science Foundation.

Fig. 1 .

 1 Fig. 1. Upper panel, radial velocities of CS 22876-032 (filled circles: A; open circles: B). Open diamonds: data from Norris et al. (2000). The curves show the orbital solution (P = 425 d, e = 0.14) for Star A (solid) and B (dashed). Dot-dashed horizontal line: centre-of-mass velocity of the System. Lower panel, residuals from the fit.

  , one for each star. The atmospheric parameters are close to those observed for the two stars: Tcff /logg /[Fe/H]: 6550/4.50/-3.0 (A) and 5920/4.50/-3.0 (B). Each model consists of a représentative set of snapshots sampling the temporal évolution of the photospheric flow at equal intervals in time. The total time intervals were 2400 s for the warmer star A, and 9500 s for the cooler star B. These time intervals should be compared to the convective turn-over time scales. From the hydrodynamical point of view, typical time scales in the models for both components are not much differ ent from that in a solar model, where the convective turn-over time scale amounts to about 500 s. Thus, we sample about five turn-over time scales for the hotter and almost 20 for the cooler component. The comparison of 3D vs. 1D models dépends on which particular 1D model is chosen. We compared each of our 3D models (hereafter denoted as (3D>, obtained from the mean température and pressure structure of the full 3D model), to a corresponding standard hydrostatic 1D model atmosphère (hereafter denoted as IDlhd)-The (3D) model is a temporal and horizontal average of the 3D structure over surfaces of equal (Rosseland) optical depth. It is only dépendent on the particular way the 3D model is averaged. The IDlhd model is calculated with a 1D atmosphère code called LHD. It assumes plane-parallel geometry and employs the same micro-physics (equation-of-state, opacifies) as CCFBOLD.Convection is described by mixing-length theory. Somewhat arbitrary choices to be made relate to the value of the mixinglength parameter, which formulation of mixing-length theory to use, and how turbulent pressure is treated in the momentum équation; seeCaffau et al. (2007a) for further details. As usual.

Fig. 2 .Fig. 3 .

 23 Fig. 2. Average température profile of 3D CCFBOLD atmospheric models (solid Unes) compared to 1Dlhd (dashed) and 1D MARCS models (dotted) in stars A (bottom panel) and B (top).

  3, which corresponds to a primary star with Teff,a = 6500 K and log^A = 4.4 and a secondary star with 7^3 = 5900 K and log#B = 4.6. We checked that a change of AAge = -2 Gyr translates into a change of +25 K and -0.01 dex for the 7^,a,b and log é/a,b respectively, whereas a variation of the metallicity of A log Z = +1 dex dsoes not hâve any impact on the resulting stellar parameters (see Fig.3).The uncertainties of the stellar parameters were estimated using Monte Carlo techniques. We injected noise in the seven ob served quantifies, V, B-V, U-B, K, J, E(B-V), and MB/MA following Gaussian distributions with standard déviations equal to the errors of these quantifies. From these distributions we computed a set of five variables, (U-B) o, (B-V)o, (V-K)q, (J-K) o, and Mq/Ma for the 10000 samples. We then found the best fit to each of these set of variables via a^2 minimisation, defining X2 = Z?=i(Aobs -fi,mod)2> fi,obs being the "observed" value for each Monte Carlo simulation and fi,m0ô the value extracted from two pairs of points in the theoretical isochrone.The results of these simulations for the effective température and surface gravity of both components are shown in Figs.4 and 5respectively. The lowest contour encloses roughly 95.4% of the 10000 Monte Carlo events, analogous to 2cr for a nor mal distribution. From these simulations we adopted an error, at the 2cr level, of A 7^,a = 100 K and A7/3-3 = 150 K for the effective température, and Alog ^a.b = 0.1 dex for the surface gravity.

Figure 6 Fig. 4 .

 64 Figure 6 compares this synthetic Ha profile with the ob served profile for several combinations of effective températures 7'cfr,A + T'en; 3. We did not vary 7/33 because the Ha absorption line of the coder star B is weaker and severely veiled by the flux of star A, so the combined profile is not sensitive to changes in 7'e(T3. This comparison seems to confirm our estimate of the effective température from the colours, suggesting also that it is on the same scale as the Ha-based températures.

Fig. 5 .

 5 Fig. 5. Same as Fig. 4, for the surface gravides.

Fig. 6 .

 6 Fig.6. Computed H" profiles for three sets of effective températures, 6300+5900. 6500+5900 and 6700+5900, and normalised to the level of the observed UVES spectrum at 645.0 nm.

of 1 .

 1 25, and no overshooting. The formulation of the mixing length is different between MARCS and ATLAS; that used in our MARCS models roughly corresponds to ûjmlt ~LI in the ATLAS formulation.

  it is not possible to avoid the influence of the veiling factors on the error estimâtes. The veiling factors dépend on the effective températures and surface gravides of both stars. Therefore, in order to estimate the sensitivity of an element's abundance to a given stellar parameter, one should also estimate how veiling factors change when one of the stellar parameters of each star is modified. Thus, we also computed 1D veiling factors for four pairs of models TefLA/log ça, Teff,B/log cjb according to the errors of the stellar parameters (see Sect. 5.1), by changing one stellar parameter and fixing the three remaining parameters. The un certainties on the elemental abundances due to the errors of the different model parameters are listed in Table

  agreement of [Fe/H] between the two stars. Our best estimate of [Fe/H] of the System is still the (<3D) -IDmarcs) corrected value for star A: [Fe/H] = -3.78, which might be further re duced by a full 3D-LTE synthesis. This confirms that the stars in CS 22876-032 are the most metal-poor dwarfs known to date.

FeFig. 7 .

 7 Fig. 7. Synthetic spectral fits to the Li line in the co-added UVES spec trum of star A (top) and B (bottom). The observed spectra hâve been corrected for veiling (see Table5), so the lines appear with their intrin-

Figure 7

 7 Figure 7 shows our mean spectra of the Li région, where our well-resolved spectra (only) hâve been co-aligned on the lines of star A (top) and B (bottom), respectively. The superposed lines of the other star appear only slightly diffuse, because the veloc ity différence between the two stars is nearly the same in ail our

  , interesting to notice that while the 3D effect in star A is almost entirely due to the horizontal température fluctuations, for star B it is al most entirely due to the cooler average température profile of the 3D model. A full 3D-NLTE synthesis of Li in CS 22876-032 is beyond the scope of this paper. Full 3D-NLTE synthesis of the Li profile in HD74000 was recently addressed by Cayrel et al. (2007).

  Figs.8-10. The 3D effects are clearly large and considerably different between the two stars.Asplund & Garcia Pérez (2001) attributed the 3D corrections primarily to the different average tempéra ture profile of the 3D models, in particular to their extremely cool outer layers. However, we see that for the primary star the 3D correction is almost evenly shared between average tempér ature profile and horizontal température fluctuations4.Our cooler 3D model atmosphère exhibits much smaller tem pérature fluctuations around the mean than the hotter one. In the cool component the average température becomes so low that a substantial amount of H2 is formed in the higher photospheric layers. The associated increase of the spécifie heat makes it much harder for pressure fluctuations to introduce tem pérature fluctuations. Due to the smaller température fluctua tions the cooler 3D and (3D) models provide essentially the same abundances. The model of the primary star is hotter on average, H2 molécules are much less abundant, and température 4 -0.64 dex due to température fluctuations and -0.85 dex due to av erage température profile.

Fig. 8 .

 8 Fig. 8. Synthetic spectral fits to OH lines in the co-added UVES spectrum of star A (top) and B (bottom) in CS 22876-032. The observed spectra hâve been corrected for veiling factors of 1.30 (A) and 4.36 (B).

Fig. 9 .

 9 Fig. 9. Same as Fig. 8 for another OH line.

Fig. 10 .

 10 Fig. 10. Synthetic spectral fits to OH lines in the co-added UVES spectrum of star B. The observed spectra hâve been corrected for a veiling factor of 4.36.

Figure 11 Fig. 11 .

 1111 Figure 11 illustrâtes the situation. The 3D model exhibits a stronger cooling with respect to the 1 Dlhd model at 5900 K than is the case at 6500 K. Over a wide pressure range, the structure is almost adiabatic and passes through a région of substantial

Fig. 12 .

 12 Fig. 12. 1D-NLTE Li abundances vs. [Fe/H] for the stars in CS 22876-032 (circles) and in other metal-poor dwarfs as reported by Asplund et al. (2006. triangles) and Bonifacio et al. (2007. diamonds).

  (but not in that of Paper VII alone) is not real, but rather an artifact due to the Ha température scale. It is possible that it is ultimately due to our inability to correctly model the atmosphères of extremely metalpoor stars and the wings of Balmer line profiles. In Paper VII we argued that the data could suggest either a vertical drop or an increased scatter in A(Li) at the lowest metallicities. The drop now seems to be ruled out by the A(Li) measured in star A. The measurement in star B, taken at face value, may support the idea that at metallicities below -2.5, the Spite plateau displays a sizeable scatter.

Fig. 13 .

 13 Fig.13. Same as Fig.12, but in the Li-T^plane.

Fig. 14 .

 14 Fig. 14. 3D [O/Fe] ratios of the stars in CS 22876-032 (circles) and in the metal-poor giants of Paper V. Triangles: "unmixed", diamonds "mixed" stars: downward triangle with arrow: upper limit for CS 22172-002.

  The abundances derived from[OI] are the raw values ob tained from 1D-LTE model atmosphères. One worry is the pos sible effects of granulation on the abundances derived from the [OI] line in giants. In a recent paper,Collet et al. (2007) investigated the 3D effects in giant stars and found very small correc tions for the[OI] fines for metallicities down to -2.0, but sizeable (almost 0.2 dex) downward corrections for [O/Fe]) at metallicity -3.0 (their Fig.13 and Table

  3D température profile is slightly hotter than the IDlhd tem pérature profile in the [OI] 630 nm line-forming layers around log r ~-1. The différences between our assessment of the impact of granulation on the abundances derived from the[01] 

  . The weighted average value in CS22876-032, [O/Fe] = 0.83 ±0.15, agréés with this détermination. This mean value does not exclude a slight increase of the ratio [O/Fe] in the range -3.6 < [Fe/H] < -2.5 as seen in the theoretical prédictions of the Chemical évolution models presented by François et al. (2004).

6. 6 . 7 (

 67 Could CS 22876-032 be a triple System? One could ask whether a third star in CS 22876-032 might contribute significantly to the total light and the veiling of the lines of the two main components we hâve discussed so far. Such a star would need to hâve a mass above ~0.5 MQ in order to hâve any significant effect on the observed spectrum. The presence of such a third star can be ruled out by two independent pièces of evidence. First, we hâve individual spectra of CS 22876-032 with S/N ratios ~100 in the région of the Mg I b triplet. These are among the strongest stellar lines seen in these EMP stars and would be at least as strong in the third star. The Cayrel formula predicts that any line with an EW above ~0.15 pm would be detected at the 3cr level. Assuming Teff = 5500 K and log# = 4.from the isochrone) plus [Fe/H] = -3.6 and [Mg/Fe] = +0.2 for the hypothetical third star, we need to dilute the strongest line of the Mgl b triplet at 518.36 nm which would show an intrinsic EW of -15.0 pm. In Appendix A we define the veiling factors for a triple System and conclude that the non-detection of the 518.36 nm line requires fj, > 100. We can therefore con clude that any third star contributes negligibly to the total light of CS 22876-032.

  Li are estimated to be ~-0.3 (A) and --0.2 (B); however, these computations were performed in LTE, and 3D NLTE corrections are needed to confirm the sign and value of these corrections. The near-UV part of our VLT/UVES spectra enabled us to measure oxygen abundances from the OH bands. We find 1D [O/Fe] values of2.14±0.15 (A) and 1.81 ±0.33 (B) and com pute full 3D corrections for the OH lines, which are -1.5 (A) and -1.0 dex (B). Using these corrections and the <3D) Fel abun dances, we détermine 3D [O/Fe] ratios of 0.77 ± 0.15 (A) and 0.97 ±0.33 (B). These 3D [O/Fe] ratios are consistent with those derived from the [OI] line in EMP giants of similar metallicity,

6 . 6 .Figure 6 . 1 :Figure 6 . 2 :FFigure 6 . 4 :FFigure 6 . 5 :Figure 6 . 6 :

 666162646566 Figure 6.1: An example of the four plots we produce to inspect by eye the objects labelled as metal-poor stars after the automatic procedure. The observed spectrum (solid black) is overimposed to two synthetic spectra (solid red and green) with température within 100 K of the température derived from g -z colour, and metallicities enclosing the value assigned at the observed spectrum from the automatic procedure, when this value is smaller than -4.0, otherwise two synthetic spectra with [Fe/H] of -3.0 and -4.0 are considered. The two plots in the upper panels, showing the H-y and H-j3 lines compared with the synthetic spectra, permits to confirm the température, and to discard white dwarfs. The G-band is visible at about 430 nm, to highlight carbon rich stars. Lower left panel is the complété spectrum that permits to identify galaxies or bad observations. Lower right panel, showing the Ca H and Ca K région, permits to confirm the metallicity.

  photometry in the five SDSS filters (ugriz) for 287 x 106 unique objects. The smaller spectroscopic part consists of medium resolution (/?^2000) spectra of 218 x 103 stars earlier than type M, as well as 895 x 103 spectra of galaxies and quasars. The spectral coverage is 380-920 nm. The spectral coverage and resolution is sufficient to identify EMP stars with high confidence making the SDSS an interesting new source for EMP targets.

Figure 1 .Figure 2 .

 12 Figure 1. Comparison between effective températures from the SDSS catalogue to ours from g -z colours. We find on average 150 K cooler températures.

Figure I shows thatFigure 3 .

 3 Figure I shows that our 7^estimâtes are closely correlated with those provided by the SDSS catalogue, albeit in our case they are shifted to about 150 K lower températures. Similarly, figure 2 shows a good corrélation of the metallicity estimâtes, however, again biased towards lower values by about 0.2 dex in our case. To some extent, the lower metallicities are expected due to our lower Tef? estimâtes. At very low metallicities, there is an extended 'halo' of largely discrepant objects. Visual inspection of the spectra

Figure 4

 4 shows a comparison of three of our SDSS stars in comparison to the metal-poor dwarf CS 22888-031 which has a metallicity of [Fe/H] == -3.3. Ail spectra hâve a similar resolution, and ail stars share about the same effective température and gravity. Most of the visible features that are not labelled are Fe fines. It is obvious that our EMP candidates are at least as metal-poor as CS 22888-031.

Figure 4 .

 4 Figure 4. Comparison of UVES spectra of three EMP stars extracted from the SDSS with the known EMP dwarf CS 22888-031 ([Fe/H] = -3.3).

Figure 5 .Figure 6 .

 56 Figure 5. Response of the Ca 11 K filter for giants.

Figure 1 :

 1 photometric and spectroscopic data as well as data products like radial velocities, and estimâtes of fondamental stellar properties. Q: (Norbert Christlieb) How many of the SDSS stars that you find at [Fe/H] < -4.0 were rejected during the visual

Figure 4 :

 4 Figure 4: [Ba/Fe] vs. [Sr/Fe] for our three CEMP stars (red filled symbols) plotted alongside values for 24

Fig. 1 .

 1 Photosphères" (Chap. 17) by DavidGray (2005). The effect of convection, through Doppler shift, on the shape of the atmo spheric absorption lines, is to create asymmetric profiles. This has no conséquence on abundance détermination from isolated lines since a numerical intégration over the profile gives the cor rect équivalent width. Problems arise when one is interested in an unresolved blend. This is the case for the measurement of 6Li/7Li isotopic ratios, which makes use of the 6Li + 7Li blend, where both the presence of 6Li and the line asymmetry caused by convection resuit in the reinforcement of the red wing of * Based on observations carried out at the European Southern Observatory (ESO). under prog. ID 75.D-0600. ** Tables1-3. and additional references are only available in electronic form at http : //www. aanda. org

Fig. 2 .

 2 Fig. 2. Asymmetry expected on the main component of the 'Li doublet from the mean profile of the 5 iron fines of Fig. 1. The asymmetric pro file is represented by red circles. The symmetric profile of the blue wing is represented by green circles. The excess absorption in the true pro file compared to the symmetric red wing is shown with the continuumshifted to 1.04 for clarity. The effect of a 6Li blend corresponding to a 6Li/7Li of 4% is also shown. with the continuum at 1.02, as reference.The two features are strikingly similar. both in size and position. The full red dots mark the line bisector.

  we illustrate the asymmetry of our derived mean profile by plotting the mirror image of the left wing with respect to the vertical fine at the centre. It is apparent that an excess ab sorption exists in the red wing. The différence between the red wing and the mirror of the blue wing is shown with the contin uum shifted to 1.04. For comparison, we show the dépréssion of a fine representing 4% of the main fine équivalent width, with the continuum shifted to 1.02 (see figure). The quasi-degeneracy between these two signais is the central problem we address in this paper. If one ignores the asymmetry in the modelling of the absorption feature (which is the case in ail 1D-LTE analyses), one will overestimate the strength of the component blended in the red wing, and hence dérivé a spurious 6Li abundance.

Fig. 3 .

 3 Fig. 3. Upper panel: the observed Li doublet (black dots with error bars), together with the best fitting synthetic profile (red solid line) computed using the empirical profile derived from the Fel fines. The green dashed Unes show the 7Li components and the blue dashed Unes the 6Li components. Fitting parameters are the contributions of 7Li and 6Li and thermal broadening. but no global wavelength shift was allowed. See text for details. Lower panel: like upper panel, but also allowing for a global wavelength shift. the best fit corresponds to a shift of 372 ms"1.

3 .Fig. 4 .Fig. 5 .

 345 Fig. 4. Profile of a single component of 7Li computed with Linfor3D in LTE. It is based on the average over 11 snapshots from a C05BOLD model atmosphère run with reff = 6375 K, log (g) = 4.0. [Fe/H] = -2.0.The asymmetry is characterised by the différence between the red wing (circles) and the mirror image of the blue wing (blue circles) The area between both is shown in red at the top. as in Fig.2. The asymmetry is 3% in area, and the convective line shift is 100 m/s to the red. line center at 300 m/s to the red

A 6707 Fig. 6 .

 67076 Fig. 6. The contribution functions of the (disk-centre) équivalent width of the Li I 6707.8 Â line (solid Unes, left ordinate) and of the (diskcentre) continuum intensity (dotted line, right ordinate) in 3D-LTE and 3D-NLTE. Note the double peak in the équivalent width contribution function in 3D-LTE for the Li line. The peak at the surface is due to an increased LTE population of the levels at the low surface tempéra tures reached in the 3D model. In 3D-NLTE. the departures from LTE completely annihilate this peak and strengthen the inner peak.

Fig. 7 .Fig. 8 . 2 (

 782 Fig. 7. Comparison between empirical and 3D-NLTE profile.

Figure 7

 7 Figure 7 illustrâtes the close correspondence between our empirical (iron line based) Li line profile and the synthetic 3D-NLTE profile. In Fig.8we show the resuit of our best fit using

  line asymmetry, but opposite to whatAsplund et al. (2006) ob tain. The reason for this discrepancy is unclear, but we believe that our study features an unprecedented accuracy by treating line asymmetries in a largely model-independent fashion, working with a spectrum of outstanding S/N ratio, spectral resolu tion and wavelength accuracy, as well as including NLTE effects in the 3D modelling. Therefore, a serious reappraisal of the 6Li abundances derived from earlier works seems warranted.Online MaterialR. Cayrel et al.: Line shift, line asymmetry and 6Li/7Li, Online Maîerial p 2

1. 3

 3 Déplétion by the diffusion -slow mixing -nuclear burning mechanismAtmosphères of low mass unevolved stars are rapidly mixed by convection and a small amount of convective overshooting. Below the convection zone, the situation is rather complex. Heavy ions settle down very slowly, but if a new ionization stage is reached, radiative support by continuous plus line absorption can block this motion. Under the impulse of Georges Michaud (see the Meeting in Honor of GeorgesMichaud 2005 [10]) an enormous amount of work has been done in this field.

Figure 2 :

 2 Figure 2: left panekFig. 13 (middle) of ALN06. Selected objects: filled dots, discarded objects: open circles. The mean value of n(6Li)/«(7Li) of the full sample is 0.022, the mean value of the selected subsample is 0.041. Right panel: Same as left panel excepted tha the sélection is now done on the accuracy only error < 0.013. The mean value is not affected now

  The big question is to know what amount of 6Li would remain in theAsplund et al. analysis of 24 halo stars if the natural asymmetry of 7Li had been properly included. In order to get some idea of that, we hâve extended the computation of the theoretical asymmetry of the 7Li feature to other values of the parameters metallicity, effective température and gravity, spanning the range of Asplund et al. observations. Specifically, new computations hâve been performed for the cen tral effective température of the sample, rCff = 6300 K, at the 3 metallicities [Fe/H]=-3.0, -2.0, and -1.0, and for the two gravides logg = 4.0 (turn-off) and 4.5 (unevolved dwarfs). At the cen tral metalliciy, [Fe/H]=-2.0, the computations were made also for 7^=5900 K and again for logg = 4.0 and 4.5. The results of these computations are presented below.

Fig. 5

 5 shows a histogram of the vertical velocity at 4 optical depths in a typical 3D hydrodynamical model (reff = 6250 K, logg = 4.0. [Fe/H]= -2.0).

RFigure 3 :

 3 Figure 3: The red line is a (intrinsically asymmetric) 3D-NLTE profile of the major component of 7Li (area W), computed for atmospheric parameters reff = 6250 K, logg = 4.0, [Fe/H] = -3.0. The blue line is the mirror image (with respect to the bisector of the line core) of the red line completing a symmetric profile with the left wing of the red profile. The différence between the right wings of the red and the blue profiles (area A W) measures the amount of asymmetry of the 3D profile (signal = AW/W = 0.020).

Figure 4 :

 4 Figure 4: Same as fig 3, except that here [Fe/H]= -2.0.

  tion of radionuclides such as thorium and uranium (see Cowanet al. 1991, and references therein for an account of its early ap plications). Since then it has been applied in a number of cases (among the most recent[START_REF] Frebel | [END_REF]) but, typically, as a "side product" of analyses of the more general n-capture enrichment patterns. To our knowledge, the only effort in recent years to exploit radioactive dating to systematically dérivé the âge of a significant sample of stars has been the one by del Pelosoet al. (2005a,b,c).

  \n/3 + ln WR -ln Wx + ln(6) The achievable précision in t is hence limited by the uncertainty in the knowledge of /3, errors in the measurement of Wx and Wr, as well as by systematic errors in modelling the stellar atmo sphère and line transitions, i.e. errors of the constants Cx and Cr.From the standard formula for the propagation of uncorrelated errors we get for the variance of

  unstable éléments are trace species. Let us therefore suppose that the Unes corresponding to the transitions we are interested in, are weak. In this case, the relation between équivalent width (W hereafter) constant defined by the line transition under consid ération (dépendent on oscillator strength and excitation potential) and the thermal structure of the stellar atmosphère under investigation. Although many Unes, like the Thn résonance line, are blended with other species, and the abundance is obtained by fitting a synthetic profile, the équivalent width of the line is still a well defined quantity. In this case it is the équivalent width obtained theoretically from the best-fit abundance. The error on the équivalent width may then be obtained by propagating the error in équation 5. One may This équation is valid under the presumption that the errors of /?, Wx, Wr, and (CX/CR) are uncorrelated. The errors of Cx and Cr themselves may often be more or less correlated. In fact, Th and Hf abundances are derived from singly ionised species, and from lines which form in similar régions of the photosphère. Hence, ail systematic errors due to uncertainties in gravity, ef fective température and even the details of the thermal structure of the employed model atmosphère should largely cancel out. In fact an error on the effective température détermination would act in the same way on the abundance détermination of hafnium and thorium. What is left is the systematic error related to the ^/-values. Taking the Sun and the Th/Hf pair as an example, we hâve c(Wr)/Wr * 0.03/0.3 = 0.1 (see Hfn A 409.3 nm in Table 3 in Caffau et al. (2008)), and cr(Wx)/Wx « 0.03/0.4 = 0.075 (see Table

  Figures 2 and 3 provide a graphical représentation of the situation for the stars CS 22892-052 and CS 31082-001, re-spectively. We picked these objects since spectroscopic measurements for a larger number of chronometer pairs exist. CS 31082-001 is of particular interest since it is strongly r-process élé ment enhanced allowing the measurement of the Th abundance exceptionally from several lines making it more reliable. For CS 22892-052 we left out the âge estimâtes with the highest uncertainties, stemming from Th/Os and Th/Ir, since they were later improved substantially. Both figures illustrate that the dis persion due to different production ratios is in often larger than the dispersion due to abundance uncertainties. This is even the case if one restricts the comparison to production ratios originating from the same author. As already pointed out in the original paper on the abundance analysis of CS 31082-001 by[START_REF] Hill | [END_REF] the âge derived from the Th/Eu pair is obviously unrealistic despite rather accurate abundance measurements. The same holds to lesser extend for the Th/lr pair. This points to shortcomings in our understanding of the r-process production ratios and/or the Chemical history of the star. For CS 22892-052 ail the reference éléments except Eu lead to exceedingly large âges.

Fig. 2 .Fig. 3 .

 23 Fig. 2. Ages and spectroscopic âge uncertainties for star CS 22892-052 determined from various chronometer pairs (symbols) assuming up to four ditferent production ratios. Filled symbols refer to the production rations of Kratz et al. (2007).The dashed line indicates the âge of the universe.Sneden et al. (2003) give a radiochronometric âge estimate of 14.2 ± 3 Gyr for this star.

(

  2008) led to a downward révision of the photospheric Solar Th abundance by 0.1 dex. This corresponds to a decrease of Th âges by 4.7 Gyr. Globular clusters provide fairly large samples of metal-poor, bright, coeval and chemically homogeneous stars. Simultaneous measurement of abundances in these stars allows to reduce the observational, statistical uncertainties. This could allow to dérivé r-process production ratios empirically by calibration against the known "photometric" âge. To our knowledge, this has never been attempted so far. Acknowledgements. The authors H.-G.L., P.B, and L.S. acknowledge financial support from EU contract MEXT-CT-2004-014265 (CIFIST).

Table

  

  . The COSBOLD models considered in this research. The first three columns list the atmospheric parameters of the models. the fourth column the number of snapshots Nt considered. the last-but-one column the time interval covered by the selected snapshots, and the last column a characteristic timescale tc of the évolution of the granular flow.

	Teff	logÿ	[Fe/H]	M	time	
	(K)	(cm s 2)			(s)	(s)
	5770	4.44	0.0	25	6000	17.8
	6500	4.00	0.0	28	16 800	49.6
	5770	4.44	-2.0	1	80	15.2
	6250	4.50	-2.0	10	9600	15.9
	5900	4.50	-3.0	19	9500	15.6
	6500	4.50	-3.0	12	2400	16.0
	Table 1 summarises the atmospheric parameters and snap
	shot sélection we did for our 3D models. Where possible, we

tried to cover several convective turn-over timescales in the sur face layers (in the Sun approximately 500 s). The sampling inter val was chosen not to be an integer fraction of the period of the dominant oscillation mode of the computational box, which is closely related to the period at which most power is expected for stellar five-minute like oscillations. This ensures that one

Table 2 .

 2 Solar sulphur abundances from the various observed spectra. Column (1) is the wavelength of the line followed by an identification flag, D means Delbouille and N Neckel intensity spectrum, F Neckel and K Kurucz flux spectrum. Column (2) is the Equivalent Width. Column (3) is the sulphur abundance, A(S), according CO'BOLD 3D model. Columns (

Table

  

  . Hf II lines considered in this work.

	Wavelength	Transition	£low	log gf
	nm		eV	
	338.983	a4F-z2P°0.45	-0.78
	356.166	a2D-z4F°0.00	-0.87
	391.809	a4F-z4D°0.45	-1.14
	409.315	a4F-z4P°0.45	-1.15

Table 2 .

 2 The COsBOLD models considered in this work.

	Teff	i°g g	[M/H]	M	time	tc
	(K)	(cm s'2)			(s)	(5)
	(D	(2)	(3)	(4)	(5)	(6)
	5770	4.44	0.0	19	4300	17.8
	4980	4.50	0.0	20	30800	14.8
	5060	4.50	-1.0	19	65 600	15.1
	5430	3.50	0.0	18	144000	151.0
	5480	3.50	-1.0	19	106 800	149.3
	5930	4.00	0.0	18	26400	49.8
	5850	4.00	-1.0	18	36600	48.9
	5870	4.50	0.0	19	16900	16.0
	5920	4.50	-1.0	8	7000	15.7
	6230	4.50	0.0	20	35400	16.3
	6240	4.50	-1.0	20	25 000	16.1
	6460	4.50	0.0	20	17400	16.4
	6460	4.50	-1.0	20	36200	16.3
	Note: Cols. (l)-(3) State the atmospheric parameters of the models;

1 http://www.user.oats.inaf.it/castelli/sun/ ap99t5777g44377klasp.dat 2 http://www.aip.de/~mst/Linfor3D/linfor_3D_manual. pdf

Table 3 .

 3 Solar hafnium abundances from the various observed spectra.

	Spec	Wavelength	EW			A(Hf)			cr	Ref.	3D-IDlhd	er(ew)	c'a
		nm	pm	3D	(3D)	IDlhd	1 DAtlas	1 Dhm	dex		dex	%	dex
	(1)	(2)	(3)	(4)	(5)	(6)	(7)	(8)	(9)	(10)	(H)	(12)	(13)
	NI	338.9	0.489	0.911	0.895	0.883	0.900	0.914	0.02		0.029	0.29	0.0013
	DI	338.9	0.477	0.899	0.883	0.871	0.886	0.903	0.02	0.91	0.029		
	NI	356.2	0.845	0.819	0.801	0.781	0.799	0.821	0.01		0.037	0.31	0.0014
	DI	356.2	0.851	0.822	0.805	0.785	0.803	0.824	0.02	0.85	0.037		
	NF	391.8	0.318	0.823	0.827	0.815	0.836	0.848	0.05		0.008	0.26	0.0011
	NI	391.8	0.302	0.911	0.899	0.893	0.912	0.925	0.02		0.018	0.27	0.0012
	DI	391.8	0.274	0.867	0.854	0.849	0.868	0.881	0.05	0.91	0.018		
	KF	409.3	0.317	0.814	0.818	0.805	0.826	0.838	0.07		0.010	0.26	0.0011
	NF	409.3	0.318	0.816	0.820	0.806	0.828	0.840	0.07		0.010		
	NI	409.3	0.292	0.886	0.874	0.865	0.884	0.899	0.02		0.020	0.26	0.0011
	DI	409.3	0.268	0.847	0.835	0.827	0.846	0.860	0.04	0.86	0.020		

Table 4 .

 4 Solar thorium abundances derived from the EWs ofLawler et al. (1990).

	spec	EW		A(Th)	cr	3D-(3D)	3 D-IDlhd	er(ew)	(Ta
		pm	3D	(3D)	IDlhd	1 Dhm			%	dex

Table 5 .

 5 Solar thorium abundance derived from line profile fitting.

			3D			LHD		
		A(Th)	Shift	Vbr	A(Th)	SHIFT	Vbr	3D-IDlhd
		dex	km s'1	km s 1	dex	km s-1	km s"1	dex
	Int. (Neckel)	0.088	-0.05	1.49	0.160	-0.53	2.77	-0.072
	Int. (Delbouille)	0.080	+0.01	1.86	0.168	-0.47	2.99	-0.088
	Flux (Neckel)	0.056	-0.39	1.68	0.168	-0.47	4.11	-0.112
	Flux (Kurucz)	0.067	-0.38	2.82	0.175	-0.46	4.71	-0.108

Table 6 .

 6 Non-solar CCEBOLD models considered in this work.

	Wavelength	EW		A(Hf)		3D-(3D>	3 D-IDlhd	0"<£w>	(Ta
	nm	pm	3D	(3D)	IDlhd			%	dex
	O)	(2)	(3)	(4)	(5)	(6)	(7)	(B)	(9)
	5060/4.5/0.0								
	339.0	0.718	0.870	0.842	0.829	0.028	0.041	0.05	0.0002
	356.2	1.550	0.872	0.809	0.796	0.062	0.076	0.09	0.0003
	391.8	0.405	0.870	0.854	0.841	0.016	0.029	0.07	0.0003
	409.3	0.410	0.870	0.855	0.841	0.016	0.029	0.07	0.0003
	5060/4.5/-1.0								
	339.0	0.151	0.870	0.866	0.852	0.004	0.018	0.11	0.0005
	356.2	0.395	0.870	0.864	0.852	0.007	0.018	0.12	0.0005
	391.8	0.080	0.870	0.870	0.855	0.001	0.015	0.11	0.0005
	409.3	0.081	0.868	0.867	0.853	0.001	0.015	0.11	0.0005
	5870/4.5/0.0								
	339.0	0.551	0.870	0.862	0.858	0.008	0.011	0.20	0.0008
	356.2	1.150	0.870	0.857	0.849	0.012	0.020	0.22	0.0010
	391.8	0.330	0.871	0.867	0.869	0.004	0.002	0.18	0.0008
	409.3	0.336	0.870	0.867	0.867	0.003	0.003	0.18	0.0008
	5920/4.5/-1.0								
	3390.	0.095	0.871	0.872	0.868	-0.001	0.003	0.57	0.0025
	3562.	0.230	0.870	0.880	0.881	-0.010	-0.011	0.67	0.0029
	3918.	0.053	0.869	0.872	0.873	-0.003	-0.004	0.55	0.0024
	4093.	0.054	0.866	0.869	0.870	-0.003	-0.004	0.56	0.0026
	6230/4.5/0.0								
	339.0	0.444	0.870	0.865	0.859	0.005	0.012	0.22	0.0009
	356.2	0.916	0.870	0.865	0.855	0.004	0.015	0.25	0.0011
	391.8	0.275	0.870	0.866	0.870	0.004	-0.001	0.19	0.0008
	409.3	0.281	0.870	0.866	0.869	0.003	0.001	0.20	0.0009
	6240/4.5/-1.0								
	339.0	0.073	0.869	0.876	0.870	-0.007	-0.001	0.19	0.0008
	356.2	0.173	0.871	0.889	0.889	-0.018	-0.018	0.20	0.0009
	391.8	0.042	0.866	0.874	0.876	-0.008	-0.010	0.17	0.0007
	409.3	0.044	0.875	0.884	0.885	-0.009	-0.010	0.17	0.0007
	6460/4.5/0.0								
	339.0	0.374	0.871	0.869	0.864	0.002	0.006	0.23	0.0010
	356.2	0.764	0.870	0.871	0.863	0.000	0.007	0.26	0.0011
	391.8	0.239	0.869	0.868	0.877	0.002	-0.008	0.20	0.0009
	409.3	0.245	0.871	0.869	0.877	0.002	-0.006	0.20	0.0009
	6460/4.5/-1.0								
	339.0	0.059	0.867	0.883	0.875	-0.016	-0.007	0.25	0.0011
	356.2	0.137	0.868	0.897	0.897	-0.029	-0.029	0.27	0.0012
	391.8	0.035	0.865	0.881	0.882	-0.016	-0.017	0.21	0.0009
	409.3	0.036	0.866	0.883	0.883	-0.016	-0.017	0.21	0.0009
	5500/3.5/0.0								
	339.0	1.500	0.868	0.855	0.850	0.014	0.019	0.23	0.0010
	356.2	2.780	0.871	0.845	0.830	0.026	0.041	0.29	0.0012
	391.8	0.987	0.870	0.865	0.867	0.005	0.003	0.21	0.0009
	409.3	1.000	0.868	0.864	0.863	0.004	0.005	0.22	0.0009
	5500/3.5/-1.0								
	339.0	3.160	0.870	0.870	0.863	0.001	0.007	0.29	0.0013
	356.2	0.758	0.870	0.874	0.862	-0.003	0.008	0.34	0.0015
	391.8	0.182	0.871	0.874	0.872	-0.003	-0.001	0.28	0.0012
	409.3	0.186	0.871	0.875	0.870	-0.004	0.001	0.29	0.0013

Note: The atmospheric parameters are given as Teff/log^/tM/H]. Columns (
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	). One has to keep in mind that such différences translate
	into systematic âge différences of almost 5 Gyr in the context of
	nucleocosmochronology.
	7. Conclusions
	Our détermination of the photospheric hafnium abundance,
	AE(Hf) = 0.87 ± 0.04, derived from a 3D hydrodynamical
	CO^BOLD solar model, is very close to the abundance déter
	mination of Lawler et al. (2007) obtained using the Holweger-
	Müller solar model. The EWs of the hafnium fines are not
	very sensitive to the hydrodynamical effects. A différence of
	the same amount of the 3D correction can be found if we

compare the A(Hf) obtained using two different 1D models, such as ATLAS and Holweger-Müller model or 1DLHd and the Holweger-Müller model. These différence are related to differ ent opacities and physics used to compute the models. Synthetic profiles of hafnium fines computed from 3D models show a pronounced asymmetry, but this effect is not relevant for abundance détermination as long as only the EW is considered.

Table 1 .

 1 Comparison of the EW of two lines according to three

	works.				
	4 (nm)		EW (pm)		
		G91	B93	A05	C09
	960.30	10.8	9.62	9.6	11.5
	2102.31	10.0	10.26	8.76	10.0
	Notes: G91 is Grevesse et al. (1991), B93 is Bièmont et al. (1993), A05
	is Asplund et al. (2005a), and C09 is this work.	
	We considered anyway these strong lines and keep them in the
	sample because they do not disagree with the other lines, and
	there is no évident trend of the abundance as a function of the
	équivalent width (EW).				
	When available we used logg/ from NIST. The values are
	given in Table 2. The loggf used in Bièmont et al. (1993) are
	ail, except the one of the 801.8 nm line, very close to the values
	of NIST.				

Table 2 .

 2 Line by line carbon abundance.

	À	SP	x	EW	log gf	Acc.	A(C)		3D corrections	NLTE corrections
	nm		eV	pm		3D	<3D)	1Dlhd	3D-<3D>	3D-1Dlhd	10	1/3	0.0

Table 2 .

 2 continued.

	À	SP												
	nm													
	1734.6380	DI	9.70	.640	-1.348	C	8.474	8.458	8.473	0.016	0.001	0.000	0.000	0.003
	1744.8600	DI	9.00	21.600	0.012	B+	8.420	8.385	8.351	0.035	0.069	-0.006	-0.015	-0.058
	1745.5970	DI	9.70	17.400	0.280	C	8.577	8.544	8.512	0.033	0.066	0.001	0.002	0.008
	1750.5640	DI	9.70	17.500	0.424	C	8.444	8.410	8.378	0.034	0.066	0.001	0.001	0.008
	1763.7380	DI	9.71	21.000	0.338	C	8.681	8.647	8.608	0.035	0.073	0.001	0.002	0.013
	1778.9600	DI	7.95	1.400	-2.246	B	8.361	8.339	8.353	0.022	0.009	-0.003	-0.006	-0.008
	2102.3130	DI	9.17	10.000	-0.450	b	8.651	8.618	8.580	0.033	0.071	-0.001	-0.002	-0.009
	2121.1550	DI	9.83	8.560	-0.080	b	8.660	8.632	8.599	0.027	0.061	0.000	0.000	0.004
	2125.9890	DI	9.83	17.800	0.490	b	8.598	8.566	8.513	0.033	0.085	0.000	0.000	0.004
	2290.6560	DI	9.17	12.150	-0.182	a	8.791	8.761	8.718	0.030	0.073	-0.001	-0.003	-0.013
	3129.7480	DI	9.69	2.600	-0.570	b	8.688	8.673	8.650	0.015	0.039	0.000	0.001	0.002
	logg/s with their quality (column six) are from the NIST database, and the quality (Acc.) represents the accuracy of the value. The best data we consider arc of B+ quality, meaning
	< 7%; the worse of D quality, so that ^< 50%. logg/s with flag b are from Bièmont et al. (1993), with flag a from Asplund étal. (2005a)		
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	.1 : EWs (pm) of N i from the literature. Ail measurements refer to disc-centre inten-
	sity.						
	A	Mugglestone	Lambert	Lambert		Biémont	Grevesse ( 1990)
	(nm)	(1958)	(1968)	(1978)		(1990)	N i+CN	N i
	744.2	0.3	0.27	0.257(0.057)	0.27*	0.33	0.26
	746.8	0.35	0.4	0.460		0.49		0.52
	818.4		0.36				
	820.0						0.13	0.115
	821.6	0.6	0.69	0.830		0.87		0.86
	822.3							0.24
	824.2						0.42	0.39
	859.4		0.25:	0.285(0.033)	0.26*	
	862.9	0.4	0.49:	0.410(0.180)	0.46*	0.635	0.45
	865.5		<0.15	0.0160		0.15	0.15	0.14
	868.0	1.7					
	868.3	0.7	0.71	0.719(0.090)	0.81*	0.87	0.78
	870.3	0.5	0.3	0.384(0.230)		
	871.1	0.4	0.45				
	871.8	0.4	0.45:	0.490(0.097)	0.43*	0.51	0.42
	904.5							0.08
	939.2		0.76	0.751(0.242)	0.95*	1.16	0.97
	1010.5							0.18
	1010.8		<0.15	0.240		0.25	0.315	0.25
	1011.2		0.28:	0.361		0.36		0.35
	1011.4		0.41	0.546		0.54		0.55
	1050.7							0.14
	1052.0							0.08
	1053.9		0.22:					0.32
	1075.7							0.08
	1238.1						0.225	0.135
	1246.1							0.26
	1246.9						0.55	0.50
	Notes: For Lambert (1978) in parenthesis are the EWs of CN when the line is blended.
	The observed EW is the sum of the two values.	in Biémont: (*) the CN contribution,
	as calculated by Lambert (1978), has been subtracted. Colons after EW values indicate
	uncertain measurements.					
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 1 Sélection of permitted Ni lines in the visual and near

	IR spectral range						
	d (nm)	Eiow (eV)	log gf	Q	«low	«up	
	744.229	10.330	-0.385	B +	4	10	
	746.831	10.336	-0.190	B +	4	10	
	821.634	10.336	+0.132	B+	4	9	
	822.314	10.330	-0.271	B +	4	9	
	868.340	10.330	+0.087	B+	4	8	
	871.883	10.336	-0.336	B +	4	8	
	1010.513	11.750	+0.219	B+	8	17	
	1011.248	11.758	+0.607	B+	8	17	
	1011.464	11.764	+0.768	B+	8	17	
	1050.700	11.840	+0.094	B	9	20	
	1052.058	11.840	+0.010	B	9	20	À.(nm)
	1053.957	11.844	+0.503	B	9	20	
							Fig. 2. Observed profile of the N i line at A 821.6 nm as extracted
	Notes: Error of log gf < 0.03 dex (Q=B+), < 0.08 dex (Q=B); nlow	from the Delbouille (solid) and Neckel (dashed) solar disc-centre
	and nup identify the level of the nitrogen model atom used for the NLTE	intensity spectral atlases. The reason for the considérable différ
	computations (cf. Fig. 3).					ences in unknown.
	3. Models and line-formation codes			
	3.1. 3D hydrodynamical model atmosphère			
	Our analysis is based mainly on a 3-dimensional radiation-	
	hydrodynamics simulation (hereafter 3D model) computed with	

Table 4 .

 4 They are added to the abundances

	Fig. 3. Departure coefficients log /?, = log(ttNLTE/«LTE) of se
	lected levels of neutral nitrogen as a function of optical depth
	log rsooo-For each line involved in our abundance analysis, the
	identification of the upper and lower level is listed in Table 1.
	The shown bt refer to the (3D) model; similar results are ob
	tained for the HM model.
	obtained from the LTE analysis based on the 3D and the HM
	model, respectively, to obtain the final NLTE nitrogen abun
	dances.
	5.2. Influence of horizontal température fluctuations
	Using the (3D) model to compute departures from LTE is an
	extreme case in which ail horizontal température fluctuations are
	neglected. To estimate how this approximation affects departures
	from LTE, we produced horizontal and time-averaged models by
	grouping columns into twelve bins according to their emergent
	continuum intensity in the vertical direction. A similar procedure
	was used by Aufdenberg et al. (2005) to estimate the effects of
	horizontal, température inhomogeneities.
	These twelve components represent the different horizontal
	température structures associated with the presence of granules
	and intergranular lanes. Each component has a weight that dé
	pends on its surface area fraction. The cool downdrafts are as-
	sociated with the groups of lowest intensity, and the warm up-
	flows with those of the highest intensity. We computed NLTE
	corrections using each of these components, which were treated
	as standard plane-parallel model atmosphères (1.5D approxima
	tion). The components allowed us to study the variations in the
	NLTE corrections as a function of the température structure of
	the flow where the line is formed. The results, for a sélection of
	lines, are shown in Fig. 4.
	Lines with excitation energies higher than 11 eV exhibit lit-
	tle différences in departures from LTE for the twelve group-
	averaged models. For the lines with lower excitation energies
	(Elow ~10.3 eV), the groups corresponding to the cool down
	drafts (groups 1 to 6) hâve a correction that is distinctly larger (in
	absolute value) than for the groups corresponding to the warm
	upflows (groups 7 to 12). We consider the variation in the NLTE
	corrections of the various components, relative to the resuit of

Table 3 .

 3 A(N) of Ni from line fitting using 1D models with

	SYNTHE					
	Observed	A		A(N)lte		A(N)nlte
	Spectrum	(nm)	HM	ATLAS9	(3D)	<3D>
	KF	746.8	7.861	7.824	7.809	7.750
	NF	746.8	7.874	7.837	7.827	7.768
	NI	746.8	7.890	7.834	7.823	7.785
	DI	746.8	7.908	7.849	7.840	7.802
	KF	821.6	7.847	7.811	7.805	7.730
	NF	821.6	7.918	7.870	7.867	7.792
	NI	821.6	7.944	7.879	7.873	7.821
	DI	821.6	7.808	7.752	7.746	7.694
	KF	868.3	7.910	7.889	7.857	7.783
	NF	868.3	7.906	7.877	7.857	7.783
	NI	868.3	7.933	7.878	7.875	7.831
	DI	868.3	7.932	7.886	7.882	7.838

Notes: Col. (1) is the observed spectrum identification, KF: Kurucz Flux, NF: Neckel Flux, NI: Neckel Intensity, and DI: Delbouille Intensity; col. (
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	and Ne abundance		
	A(C)	8.39	8.52	8.59
	A(Ne)		Z; Z/X	
	7.94	0.0146; 0.0199	0.0153; 0.0209	0.0158; 0.0216
	7.97	0.0146; 0.0199	0.0154; 0.0210	0.0159; 0.0218
	8.02	0.0148; 0.0202	0.0156; 0.0213	0.0161 ; 0.0220
	8.16	0.0154; 0.0210	0.0162; 0.0221	0.0167; 0.0228
	7. Discussion		
	7.1. 3D effects and NLTE-corrections	

. Solar metallicity (Z and Z/X) for different choices of C

Table 2 :

 2 Sélection of N i fines in the optical and

	near IR bands			
	A (nm)	Ei"w (eV)	log gf	Q
	744.229	10.330	-0.385	B+
	746.831	10.336	-0.190	B+
	821.634	10.336	+0.132	B+
	822.314	10.330	-0.271	B+
	868.340	10.330	+0.087	B+
	871.883	10.336	-0.336	B+
	1010.513	11.750	+0.219	B+
	1011.248	11.758	+0.607	B+
	1011.464	11.764	+0.768	B+
	1050.700	11.840	+0.094	B
	1052.058	11.840	+0.010	B
	1053.957	11.844	+0.503	B
	Notes:Error of log gf < 0.03 dex (Q=B+), < 0.08 dex
	(Q=B).			

models, for which the complété fine list with blends is available.

Table 3

 3 shows that the scatter in the abundance de rived from the 821.6 nm line from the four solar atlases is considerably larger than what is obtained from the

Table 1 :

 1 Compilation of the log gf values of permitted N i lines used by the different authors.

		NIST	Lambert 68	Lambert 78	Biémont	Grevesse	Takeda	Rentzsch -Holm
			CA	NBS		L	V			
	744.2	-0.385B+	-0.33	-0.45	-0.33	-0.387	-0.463	-0.411	-0.386	-0.573
	746.8	-0.190B+	-0.16	-0.27	-0.16	-0.171	-0.248	-0.208	-0.171	-0.397
	818.4	-0.286B+	-0.23	-0.42						
	820.0	-1.001B+						-0.996	-1.017	-1.090
	821.6	+0.132B+	+0.13	-0.01	+0.13	+0.146	+0.089	-0.106	+0.147	+0.012
	822.3	-0.271B+						-0.288	-0.267	-0.390
	824.2	-0.256B+						-0.260	-0.262	-0.360
	859.4	-0.334B	-0.32	-0.38	-0.32	-0.320	-0.332			
	862.9	+0.075B	+0.08	+0.03	+0.08	+0.090	+0.078	+0.082	+0.090	+0.069
	865.5	-0.627B	-0.62	-0.65	-0.62	-0.603	-0.616	-0.608	-0.603	-0.630
	868.3	+0.087B+	+0.11	-0.05	+0.11	+0.115	+0.102	+0.109	+0.116	-0.051
	870.3	-0.321B+	-0.29	-0.41	-0.29					
	871.1	-0.234B+	-0.18	-0.34						
	871.8	-0.336B+	-0.26	-0.43	-0.26	-0.338	-0.347	-0.344	-0.337	-0.419
	904.5	+0.439B						+0.430	+0.429	
	939.2	+0.320B	+0.31	+0.24	+0.31	+0.328	+0.378	+0.354	+0.328	+0.316
	1010.5	+0.219B+						+0.220	+0.234	+0.200
	1010.8	+0.431B +	+0.39	+0.41	+0.39	+0.443	+0.420	+0.431	+0.443	+0.403
	1011.2	+0.607B+	+0.58	+0.60	+0.58	+0.622	+0.600	+0.611	+0.623	+0.588
	1011.4	+0.768B+	+0.74	+0.76	+0.74	+0.778	+0.755	+0.766	+0.778	+0.751
	1050.7	+0.094B						+0.249	+0.249	+0.250
	1052.0	+0.010B						-0.045	+0.010	-0.040
	1053.9	+0.503B	+0.52	+0.51				+0.529	+0.525	+0.530
	1075.7	-0.608C+						-0.098	-0.098	-0.080
	1238.1	+0.247C+						+0.284	+0.175	+0.320
	1246.1	+0.480B						+0.463	+0.437	+0.451
	1246.9	+0.629B						+0.622	+0.622	+0.610

A (nm) Notes: In Lambert 68: CA theoretical Coulomb approximation; NBS (National Bureau of Standards) is the old NIST; in Biémont: L length formalism, V velocity formalism.

other two lines. The systematic uncertainty due to the choice of a spécifie solar atlas that affects the abundance measurement is computed by comparing the av erage abundance obtained considering each atlas. This uncertainty is on average ± 0.02 dex. We did not use 3D synthetic spectra for the fitting procedure. In fact, some tens of lines would be necessary to consider the whole range. 3D run are very time consuming and are, for the time being, not able to handle too many lines.

Nevertheless, we compared the 3D synthetic profile to the observed solar spectra. Two examples are visible in Fig.

3

. Only nitrogen is considered in the 3D profile; for this reason the synthetic profile is not able to reproduce the complété shape of the feature (see line at 746.8 nm) or gives a too high abundance (see line at 868.3 nm).

Table 3 :

 3 A(N) of N i from line fîtting using three

	different 1D models			
	Observed	À		A(N)lte		A(N)ltf.
	Spectrum	(nm)	HM	ATLAS9	<3D>	Average
	KF	746.8	7.861	7.824	7.809	7.873
	NF		7.874	7.837	7.827	7.899
	NI		7.890	7.834	7.823	7.922
	DI		7.908	7.849	7.840	7.883
	Average		7.883	7.836	7.825	
	Scatter		0.020	0.010	0.013	HM
	KF	821.6	7.847	7.811	7.805	7.841
	NF		7.918	7.870	7.867	7.861
	NI		7.944	7.879	7.873	7.864
	DI		7.808	7.752	7.746	7.829
	Average		7.879	7.828	7.823	
	Scatter		0.063	0.059	0.060	ATLAS9
	KF	868.3	7.910	7.889	7.857	7.824
	NF		7.906	7.877	7.857	7.850
	NI		7.933	7.878	7.875	7.857
	DI		7.932	7.886	7.882	7.823
	Average		7.920	7.883	7.868	
	Scatter		0.014	0.006	0.013	

<3D> Notes: Col. (1) is the observed spectrum identification, KF: Kurucz Flux, NF: Neckel Flux, NI: Neckel Intensity, and DI: Delbouille Intensity; col. (

Table 1 .

 1 Atomic parameters of the oxygen lines included in our analysis.

	Wavelength	Trans.	log gf	Xlo	log(y6/A") @ 5500 K
	in air [nm]			[eV]	[s"1 cm3]
					ABO	WA
	630.0304	3P-'D	-9.717	0.000		-8.362
	636.3776	3P-'D	-10.185	0.020		-8.364
	615.81	5p-5d	-0.296	10.741	-6.948	-7.246
	777.1941	5S_5p	0.369	9.146	-7.569	-7.741
	777.4161	5S-5P	0.223	9.146	-7.569	-7.741
	777.5390	5S_5p	0.001	9.146	-7.569	-7.741
	844.6759	3S-3P	0.014	9.521	-7.511	-7.709
	926.66	SP-SD	0.825	10.741	-7.334	-7.489
	1130.2377	5P-5S	0.076	10.741	-7.141	-7.565
	1316.4	3P-3S	-0.033	10.99	-7.108	-7.555

"ABO" refers to results from ABO theory, "WA" to the WIDTH approx imation (see text for details).

Table 2 .

 2 Ni I isotopic splitting.

	Ni I isotope	%	Wavelength	log gf	% used
	58Ni I	68.27	630.0335	-2.11	72.34
	«'Ni i	26.10	630.0355	-2.11	27.66
	58Ni I	68.27	630.0335	-2.11	69.05
	60 Ni I	26.10	630.0355	-2.11	26.40
	62 Ni I	3.59	630.0375	-2.11	3.63
	^Nil	0.91	630.0395	-2.11	0.92
	670.8 nm 7Li line are very different for a metal-poor model at
	7^= 6240 K, log0 = 4.0, [M/H]=-2.0 (Cayrel et al. 2007).
	Even if the mean vertical stratification of oxygen is very simi
	lar in 1D and 3D, horizontal inhomogeneities could introduce a
	différence between 1D and 3D NLTE corrections. The error due
	to the 1D approximation needs to be quantified by future detailed

3D-NLTE calculations.

Table 3 .

 3 Solar LTE oxygen abundance for individual lines as derived from different spectra and model atmosphères.

	Spectrum	Wavelength	EW				A(O)					3Dcor	
				3D		<3D>				HM	3D-(3D>	3D-IDlhd
		nm	pm		1.0	1.5	1.0	1.5	1.0	1.5	1.0	1.5	1.0	1.5
	(1)	(2)	(3)	(4)	(5)	(6)	(7)	(8)	(9)	(10)	(11)	(12)	(13)	(14)
	KF	615.8	0.364	8.639	8.719	8.717	8.668	8.665	8.782	8.779	-0.080	-0.077	-0.029	-0.026
	NF	615.8	0.365	8.641	8.721	8.718	8.669	8.667	8.783	8.781	-0.080	-0.077	-0.028	-0.026
	NI	615.8	0.539	8.645	8.705	8.701	8.666	8.663	8.785	8.782	-0.059	-0.056	-0.021	-0.018
	DI	615.8	0.499	8.606	8.666	8.663	8.628	8.626	8.747	8.745	-0.060	-0.057	-0.022	-0.020
	KF	630.0	0.551'	8.695	8.690	8.687	8.645	8.642	8.715	8.712	0.005	0.008	0.050	0.053
	NF	630.0	0.530'	8.668	8.663	8.661	8.615	8.613	8.688	8.686	0.005	0.007	0.053	0.055
	NI	630.0	0.470'	8.686	8.667	8.665	8.613	8.611	8.698	8.696	0.019	0.021	0.073	0.075
	DI	630.0	0.457'	8.666	8.646	8.644	8.591	8.589	8.678	8.677	0.020	0.022	0.075	0.077
	KF	636.4	0.146	8.780	8.772	8.772	8.756	8.756	8.786	8.786	0.008	0.008	0.024	0.024
	NF	636.4	0.153	8.801	8.793	8.793	8.777	8.777	8.807	8.806	0.008	0.008	0.024	0.024
	NI	636.4	0.139	8.837	8.822	8.822	8.802	8.802	8.839	8.839	0.015	0.015	0.035	0.035
	DI	636.4	0.106	8.718	8.703	8.703	8.683	8.683	8.721	8.720	0.015	0.015	0.035	0.035
	KF	777.1	8.140	9.034	9.025	8.984	8.974	8.935	9.030	8.988	0.009	0.050	0.059	0.099
	NF	777.1	8.080	9.026	9.017	8.976	8.966	8.927	9.022	8.980	0.009	0.050	0.059	0.099
	NI	777.1	9.290	8.952	8.912	8.870	8.841	8.802	8.934	8.892	0.040	0.081	0.111	0.150
	DI	777.1	8.900	8.903	8.863	8.824	8.794	8.755	8.886	8.846	0.040	0.080	0.110	0.149
	KF	777.4	6.870	8.992	8.987	8.948	8.939	8.902	8.992	8.953	0.005	0.044	0.053	0.091
	NF	777.4	6.800	8.981	8.976	8.937	8.928	8.891	8.981	8.942	0.005	0.044	0.053	0.090
	NI	777.4	7.870	8.912	8.875	8.836	8.807	8.770	8.899	8.860	0.037	0.076	0.105	0.142
	DI	777.4	7.350	8.838	8.802	8.765	8.735	8.698	8.827	8.791	0.035	0.074	0.103	0.140
	KF	777.5	5.420	8.967	8.967	8.932	8.922	8.889	8.974	8.940	0.000	0.035	0.045	0.078
	NF	777.5	5.340	8.953	8.953	8.918	8.908	8.875	8.960	8.926	0.000	0.034	0.045	0.078
	NI	777.5	6.280	8.895	8.863	8.829	8.800	8.766	8.891	8.857	0.032	0.066	0.095	0.129
	DI	777.5	6.090	8.864	8.833	8.800	8.769	8.737	8.861	8.830	0.030	0.065	0.094	0.127
	KF	844.6	3.511	8.830	8.848	8.823	8.803	8.779	8.864	8.841	-0.017	0.007	0.027	0.051
	NF	844.6	3.533	8.836	8.853	8.828	8.808	8.784	8.869	8.846	-0.017	0.007	0.028	0.052
	NI	844.6	4.372	8.789	8.777	8.752	8.716	8.692	8.820	8.796	0.011	0.037	0.072	0.096
	DI	844.6	4.492	8.813	8.801	8.775	8.739	8.715	8.842	8.818	0.012	0.038	0.074	0.098
	WI	926.6	3.829	8.736	8.744	8.731	8.677	8.664	8.799	8.787	-0.008	0.005	0.060	0.072
	AI	1130.2	1.920	8.748	8.759	8.752	8.706	8.700	8.824	8.818	-0.011	-0.004	0.042	0.048
	AI	1316.5	1.9802	8.767	8.767	8.762	8.740	8.735	8.835	8.830	0.000	0.005	0.027	0.031
	AI	1316.5	3.1501	8.763	8.766	8.763	8.741	8.739	8.833	8.830	-0.003	0.000	0.022	0.024

Column (1): spectrum identification: DI: Delbouille intensity, NI: Neckel intensity. WI: Wallace intensity. AI: Ayres intensity. NF: Neckel flux. KF: Kurucz flux. Column (2): wavelength of the line. Column (3): measured équivalent width. Column (4): oxygen abundance. A(O), according

Table 4 .

 4 Oxygen LTE abundance for each line with the error estimâtes.

	Line	A(0)3D	A(0)hm	Statistical	log gf	Broadening	Blend	Total	Spectrum
	nm			error	error	error	error	error	
	615.8	8.64	8.78	0.01	0.16	0.01	0.14	0.21	F
	615.8	8.63	8.77	0.02	0.16	0.01	0.14	0.21	I
	630.0	8.68	8.69	0.02	0.03	0.00	0.15	0.15	F/l
	636.3	8.78	8.79	0.05	0.03	0.00	0.12	0.12	F/l
	777.1	9.03	9.03	0.00	0.07	0.06	0.08	0.12	F
	777.1	8.93	8.91	0.01	0.07	0.07	0.05	0.11	I
	777.4	8.99	8.99	0.01	0.07	0.05	0.06	0.11	F
	777.4	8.88	8.86	0.02	0.07	0.06	0.06	0.11	I
	777.5	8.96	8.97	0.00	0.07	0.04	0.06	0.10	F
	777.5	8.88	8.88	0.01	0.07	0.03	0.06	0.10	I
	844.6	8.83	8.87	0.00	0.23	0.03	0.24	0.33	F
	844.6	8.80	8.83	0.00	0.23	0.03	0.24	0.33	I
	926.6	8.74	8.80	0.01	0.07	0.02	0.09	0.12	I
	1130.2	8.75	8.82	0.01	0.07	0.01	0.15	0.17	I
	1316.4	8.76	8.82	0.01	0.16	0.01	0.15	0.22	1

Table 5 .

 5 NLTE corrections for ail the Unes, for different values of Su, the corrections fromHolweger (2001) and A04 for comparison.

	line	LTE		NLTE (5 h	= D	NLTE (5	H = 1/3)	NLTE (S n	= 0)	Flux/Intensity
	nm	A(O)	A (O)	corr.	corr. HH"	A(O)	corr.	A (O)	corr.	corr. A04h	
	615.8	8.64	8.64	-0.003		8.64	-0.004	8.64	-0.002	-0.03	F
	615.8	8.63	8.62	-0.003	-0.01	8.62	-0.003	8.62	-0.002		I
	630.0	8.68	8.68	0.0		8.68	0.0	8.68	0.0		
	636.3	8.78	8.78	0.0		8.78	0.0	8.78	0.0		
	777.1	9.03	8.87	-0.16		8.81	-0.22	8.75	-0.28	-0.27	F
	777.1	8.93	8.85	-0.07	-0.07	8.81	-0.12	8.77	-0.16		1
	777.4	8.99	8.84	-0.14		8.79	-0.20	8.74	-0.25	-0.24	F
	777.4	8.88	8.80	-0.08	-0.06	8.76	-0.12	8.72	-0.16		I
	777.5	8.96	8.85	-0.12		8.80	-0.16	8.75	-0.21	-0.20	F
	777.5	8.88	8.82	-0.06	-0.05	8.79	-0.09	8.75	-0.13		I
	844.6	8.83	8.75	-0.08		8.72	-0.12	8.68	-0.15	-0.20	F
	844.6	8.80	8.75	-0.05		8.72	-0.08	8.70	-0.11		I
	926.6	8.74	8.71	-0.03	-0.02	8.69	-0.05	8.65	-0.08	-0.08	I
	1130.2	8.75	8.73	-0.01	-0.01	8.72	-0.02	8.71	-0.04		I
	1316.4	8.76	8.75	-0.01	-0.01	8.75	-0.01	8.74	-0.02		I
	a 1D-NLTE correction from Holweger (2001); h 3D-NLTE correction from A04.			
	5.3.4. OI 777 nm triplet									
	These three strong lines (see Fig. 9) lie in a clean région of the					
	spectrum and do not suffer any blending from other atomic or					
	molecular lines or any telluric absorption. The strength of these					
	lines places them on the saturation part of the curve-of-growth,					
	which, however, is not really flat and still provides a reasonable					
	abundance sensitivity for these lines. The lines hâve relatively					
	extended wings, such that the wings of neighbouring lines over-					
	lap. The EW of each line is atfected by this effect by 1% to 2.5%					
	(the 777.4 nm line being the most atfected). The triplet lines arise					
	from a high excitation level (9.146eV) and are very sensitive to					
	departures from LTE. From Table								

  Ayres and collaborat.ors of both CO molecular and [OI] forbidden lines. Some milestone results that we would like to point out are: 8.93 ±0.035 in Anders & Grevesse (1989), 8.83 ±0.06 in Grevesse & Sauvai (1998), 8.736 ±0.078 in Holweger (2001), and 8.66 ±0.06 in Asplund et al.
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 S1 Oxygen Unes considered in this analysis

	Wavelength Characteristics	Number of spectra
	(nm)		
	630.0	blended with Nil line	4
	636.3	on Cal autoionisation line, blended with CN	4
	777.1	affect.ed by strong NLTE correction	4
	777.4	affected by strong NLTE correction	4
	777.5	affected by strong NLTE correction	4
	615.8	weak. next. to a strong line	4
	844.6	blended with a st.ronger Fel line	4
	926.6		

Table 4

 4 

	670.72 670.74 670.76 670.78 670.80 670.82 670.84
	(nm)	X
	X (nm)	

.2. But, as said above, the Li line is blended, and, although the blending components are negligible in métal-

Table 4 .

 4 The A(Li))D is obtained by line profile fitting, with a grid of 1DLhd synthetic spectra. For the blends we used the line-list ofTable 4.3. 

		2: The line list for lithium
	Elément	Eiow (eV)	4(A)	log gf
	7Li	0.00	6707.756	-0.808
	7Li	0.00	6707.756	-1.206
	7Li	0.00	6707.756	-0.808
	7Li	0.00	6707.768	-0.357
	7Li	0.00	6707.768	-0.808
	7Li	0.00	6707.768	-1.507
	7Li	0.00	6707.907	-0.808
	7Li	0.00	6707.908	-1.507
	7Li	0.00	6707.919	-0.808
	7Li	0.00	6707.920	-0.808
	6Li	0.00	6707.920	-0.734
	6Li	0.00	6707.920	-0.831
	6Li	0.00	6707.923	-0.831
	6Li	0.00	6707.923	-1.734
	6Li	0.00	6707.923	-0.303
	6Li	0.00	6708.069	-0.831
	6Li	0.00	6708.070	-1.734
	6Li	0.00	6708.074	-0.734
	6Li	0.00	6708.075	-0.831

Table 4 .

 4 3: The line list of blends used in the fitting shown in Fig. 4.9,4.10

	Elément	Elow (eV)	À(A)	log gf
	26MgH	0.976	6707.369	-0.712
	26MgH	0.976	6707.369	-0.738
	24MgH	1.184	6708.031	-1.376
	24MgH	1.184	6708.031	-1.401
	24MgH	1.461	6708.067	-0.588
	24MgH	1.461	6708.067	-0.577
	CN	1.970	6707.231	-1.470
	CN	1.830	6707.381	-2.170
	CN	0.760	6707.464	-3.010
	CN	2.040	6707.465	-2.370
	CN	2.170	6707.521	-1.610
	CN	0.960	6707.529	-1.609
	CN	2.010	6707.529	-1.730
	CN	2.020	6707.529	-1.710
	CN	1.206	6707.816	-1.980
	Fel	4.607	6707.433	-2.333
	Sm II	0.930	6707.450	-1.040
	VI	2.743	6707.563	-0.830
	Cri	4.207	6707.644	-2.140
	Ce II	0.50	6707.740	-3.810
	Ti I	4.05	6707.752	-2.654
	Cal	5.796	6707.771	-4.015
	Ti I	1.88	6708.025	-2.452
	V I	1.22	6708.094	-3.113
	Til	1.88	6780.125	-2.886
	VI	1.218	6708.280	-2.008

Table 1 .

 1 Infra-red phosphorus Unes considered in this work.

	Wavelength	Transition	£low	log gf
	[nm]		[eV]	
	1051.1584	4s4PI/2-4p4D°/2	6.94	-0.13
	1052.9522	4s4P3/2-4p4D«/2	6.95	0.24
	1058.1569	4s4P5/2-4p4D«/2	6.99	0.45
	1059.6900	4s4Pl/2-4p4D«/2	6.94	-0.21
	1068.1402	4s4P3/2-4p4D«/2	6.95	-0.19

Table 2 .

 2 Spectroscopic déterminations of the solar photospheric phosphorus abundance.

	A(P)	CT	Reference
	5.43		Lambert & Warner (1968)
	5.45	0.03	Lambert & Luck (1978)
	5.45	0.04	Anders & Grevesse (1989)
	5.45	0.06	Biemont et al. (1994)
	5.49	0.04	Berzinsh et al. (1997)
	5.45	0.04	Grevesse & Sauvai (1998)
	5.36	0.04	Asplund et al. (2005)
	5.46	0.04	this work

Table 3 .

 3 Oscillator strength for the IR phosphorus Unes (wavelengths in nm) available in the literature.

	1051.2	1053.0	O O LA CTO OO t r s	1059.7	1068.1	Reference
	-0.21	0.20	0.48	-0.21	-0.10	Kurucz & Peytremann (1975)
	-0.23	0.18		-0.24	-0.12	NIST
	-0.06	0.31	0.52	-0.14	-0.12	Berzinsh et al. (1997)
	-0.13	0.24	0.45	-0.21	-0.19	

Table 1 .

 1 Atomic data for the europium fines considered in this work.

	Wavelength	log gf	E.P.
	(nm)		(eV)
	412.972	0.22	0.000
	604.951	-0.80	1.278
	664.510	0.12	1.379
	707.709	-0.72	1.249
	721.756	-0.35	1.229
	-604.951 nm -clean feature without particular ditticulties, it
	is not blended or contaminated by nearby fines to cause prob-
	lems in the placement of the continuum;
	-664.519 nm -this is one of the strongest optical transitions
	and is commonly used to infer the Eu II abundance. In ail four
	of the solar observed spectra we consider this fine results not
	blended with telluric features. This feature has a blending in
	its red wing, due to the presence of the weak features of Cr I
	and Si I;		

3 http://www.user.oats.inaf.it/castelli/sun/ ap8Qt5777g44377klasp.dat 4 http://www.aip.de/~mst/Linfor3D/linfor_3D_manual. pdf 5 See http://kurucz.harvard.edu/sun.html 6 http://bass28®Q.obspm.fr/solar_spect.php -707.709 nm -this weak fine shows an H2O telluric-line con tamination on its red side and only in the Delbouille spec trum does this blending seems to be less severe; -721.756 nm -this fine is measurable only in the Delbouille spectrum; the other solar spectra show a strong blending of this feature with a H2O telluric-line, which is completely ab sent in the Delbouille spectrum.

2.3. Chemical analysis 2.3.1. Analysis

Table 2

 2 

, we provide our results for both 7 This element has two isotopes, with Z = 151 and Z = 153 with mete oritic abundance of 47.8% and 52.2% respectively

(Anders & Grevesse 1989

).

Table 2 .

 2 Solar europium abundances from the adopted observed spectra. Column (1) indicates the solar spectrum used: KF: Kurucz flux. NF: Neckel flux. NI: Neckel intensity, DI: Delbouille intensity. Column (2) is the wavelength of the observed Unes. Column (3) is the Equivalent

Table 3 .

 3 The COsBOLD models considered in this work (excluding

the solar model) for the Eu II spectral line at 664.519 nm: the table reports the atmospheric parameters (T^r/logy/fM/H]) for each model. the EW measurement, and the corresponding 3D-1DLhd and 3D-(3D) corrections.

  According toLimongi & Chieffi (2003b), there is thus a strong reason to believe that Si, S, and Ca vary in lockstep during the Chemical évolution. In spite of this, it is certainly unsatisfactory to compare S/Fe in extemal galaxies to Si/Fe or Ca/Fe in the

	Milky Way. It is much more convenient to use a reliable Galactic
	reference for sulphur abundances, which may be directly com-
	pared to measures in external galaxies.	
	The only way to measure abundances at different metallic-
	ities in the Galaxy is to use stars. Unfortunately there are very
	few sulphur Unes that are not blended and that remain strong
	enough to be measured at low metallicities. The Unes of Mult. 81
	(675 nm) and 6 (869 nm) are weak, so only détectable in solar or
	moderately metal-poor stars, hardly lower than [Fe/H]	1.5
	(for the Mult. 8) or -2.0 (for Mult. 6). The Unes of Mult. 1
	(920 nm) hâve recently been used to measure A(S)2 because
	these Unes are strong and are détectable even at low metallic-
	ity. The non-negligible NLTE effects in these Unes make them
	even stronger (Takeda et al. 2005a), therefore more easily mea-

Article published by EDP Sciences and available at http://www.aanda.orQ or http://dx.doi.ora/t 0.1051/0004-6361:20077182 either in a central burning phase, convective shell, or explosive phase.

surable. The main problem is that the range in wavelength in which Mult. 1 lies is contaminated by numerous telluric Unes.

Table 1 .

 1 Atomic parameters of the sulphur Unes.

	Wavelength	Mult.	Transition	log gf	Xlo	logy6/VH
	(nm) air				(eV)	(s-1 cm3)
	G)	(2)	(3)	(4)	(5)	(6)
	675.6851	8	5P3-5D°-1.76	7.87	-7.146
	675.7007	8	3P3-5D°-0.90	7.87	-7.146
	675.7171	8	5p3-5d°-0.31	7.87	-7.146
	869.3931	6	5p3_5Do	-0.51	7.87	-7.337
	869.4626	6	5P3-5D"	0.08	7.87	-7.337
	1045.5449	3	3s°-3p2	0.26	6.86	-7.672
	1045.6757	3	3s°-3p0	-0.43	6.86	-7.672
	1045.9406	3	3S"-3P!	0.04	6.86	-7.672
	Column (1) is the wavelength; Col. (2) the multiplet number; Col. (3)
	the transition; Col. (4) the log gf of the transition taken from the Kurucz
	line list; Col. (5) the excitation energy; Col. (6) the Van der Waals damp-
	ing constant computed at a température of 5 500 K according to ABO
	theory (see Sect. 6) or Kurucz approximation (see text).	
	Unes of Mult. 3 hâve not been considered yet3, except in the

Sun

(Lambert & Luck 1978; Takeda et al. 2005a)

. We know that the bluest Une of Mult. 3 is blended with an iron Une of poorly known log gf, but we nevertheless keep this Une for the Sun and Procyon, for which we hâve good observed spectra in hand, and for HD 33256 where A(Fe) is lower than in the Sun, as well as for e Eri where the iron contribution is only 12% of the total équiva lent width (EW); we discard this Une for HD 25069 for which the contribution of iron to the total EW is about 18%, comparable to the eiTor of the EW for this star. In any case, the relative con tribution of the iron Une to the blend becomes smaller for very metal-poor stars, and thus the Une can be a good indicator of the sulphur abundance.

The log gf value of the Mult. 3 Unes, such as those of ail the other SI Unes used here, hâve been taken from the Kurucz Une list; the data are approximately coinci dent with those from the NIST Atomic Spectra Database (http://physics.nist.gov/PhysRefData/ADS). These gf are experimental values based on three experiments. Owing to the moderate accuracy of the absolute scale,

Wiese et al. (1969) 

renormalised the data theoretically and judged the resulting ac curacy of the gf to be within 50%. In particular we note that ail the Unes selected for S abundance détermination are of D quality, i.e. the uncertainty of the oscillator strength is <50%; the Unes with highest accuracy (D+, i.e. an uncertainty of the os

Table 2 .

 2 Solar sulphur abundances from flux spectra.

	Wave	EW				£ En	0 3 EW				3D-LHD	A	A(S)
	nm	pm	3D	<3D)	ATLAS	HM	LHD				
				1.5	LO	1.5	LO	1.5	LO	1.5	LO	1.5	1.0		
	(1)	(2)	(3)	(4)	(5)	(6)	(7)	(8)	(9)	(10)	(11)	(12)	(13)	(14)	(15)
	675.7K	1.805	7.138	7.142	7.151	7.130	7.137	7.168	7.176	7.121	7.129	0.017	0.009		7.138
	675.7N	1.789	7.133	7.137	7.146	7.125	7.132	7.163	7.171	7.116	7.124	0.017	0.009		7.133
	869.3K	0.844	7.028	7.036	7.042	7.028	7.033	7.059	7.064	7.018	7.023	0.010	0.005	-0.010	7.018
	869.3N	0.863	7.040	7.048	7.054	7.040	7.045	7.070	7.076	7.030	7.035	0.010	0.005	-0.010	7.030
	869.4K	3.025	7.189	7.177	7.196	7.153	7.169	7.182	7.202	7.144	7.161	0.045	0.028	-0.010	7.179
	869.4N	3.157	7.219	7.206	7.225	7.182	7.198	7.215	7.236	7.173	7.190	0.046	0.029	-0.010	7.209
	1045.5K	13.660	7.402	7.320	7.378	7.277	7.330	7.346	7.405	7.266	7.321	0.136	0.081	-0.090	7.312
	1045.5N	13.450	7.383	7.302	7.360	7.259	7.312	7.328	7.386	7.247	7.303	0.136	0.080	-0.090	7.293
	1045.6K	6.872	7.387	7.326	7.374	7.298	7.342	7.333	7.382	7.288	7.332	0.099	0.055	-0.050	7.337
	1045.6N	6.725	7.366	7.306	7.353	7.279	7.322	7.313	7.362	7.269	7.312	0.098	0.054	-0.050	7.316
	1045.9K	10.650	7.370	7.292	7.347	7.254	7.306	7.307	7.364	7.244	7.298	0.126	0.073	-0.070	7.300
	1045.9N	10.610	7.366	7.288	7.343	7.250	7.302	7.303	7.360	7.240	7.293	0.126	0.073	-0.070	7.296

Table 3 .

 3 Sulphur abundances in Procyon.

	Wavelength	EW		A(S) from EW		A(S) from fit	3D-LHD	A	A(S)	CT
	(nm)	(pm)	3D	<3D>	ATLAS	LHD	3D	ATS Y				
	G)	(2)	(3)	(4)	(5)	(6)	(7)	(8)	(9)	(10)	(H)	(12)
	675.7	4.371	7.231	7.197	7.141	7.177	7.216	7.162	0.053		7.231	0.005
	869.3	3.182	7.332	7.298	7.239	7.273	7.257	7.214	0.059	-0.038	7.294	0.005
	869.4	6.007	7.265	7.187	7.120	7.138			0.128	-0.057	7.268	0.005
	1045.5	18.000	7.557	7.352	7.326	7.274			0.284	-0.271	7.286	0.030
	1045.6	10.180	7.410	7.242	7.193	7.178			0.233	-0.135	7.275	0.040
	1045.9	15.370	7.547	7.334	7.302	7.258	7.199		0.289	-0.231	7.316	0.030

Table 4 .

 4 Sulphur abundances in HD 33256.

	Wave	EW		A(S)		A	A(S)	CT
	(nm)	(pm)				FIT		
		ATLAS	LHD				
	G)	(2)	(3)	(4)	(5)	(6)	(7)	(8)
	675.7	2.37	6.822 6.863 6.802		6.863 0.004
	869.3	1.63	6.884 6.925 6.895 -0.031	6.894 0.004
	869.4	3.92	6.844 6.872 6.895 -0.044 6.828 0.004
	1045.5	16.74	7.349 7.300 7.219 -0.239 7.061	0.079
	1045.6	7.65	6.977 6.974 7.022 -0.159 6.815 0.116
	1045.9	13.35	7.236 7.196 7.119 -0.258 6.938 0.081
	Column (1) is the wavelength of the line; Col. (2) is the Equivalent
	Width; Col. (3) is A(S) from ATLAS+Linfor3D; Col. (4) is A(S)
	from LHD+Linfor3D: Col. (5) is A(S) from fitting using an
	ATLAS+SYNTHE grid; Col. (6) is the NLTE correction from Takeda
	et al. (2005a); Col. (						

Table 5 .

 5 Sulphur abundances in HD 25069. See format in Table4.

	Wave	EW		A(S)		A	A(S)	cr
	(nm)	(pm)	linfor	FIT			
			ATLAS	LHD				
	(1)	(2)	(3)	(4)	(5)	(6)	(7)	(8)
	675.7	1.35	7.277	7.290	7.249		7.290	0.010
	869.4	1.60	7.204	7.222	7.204	-0.023	7.199	0.009
	1045.6	4.20	7.351	7.372		-0.074	7.298	0.087
	1045.9	5.36	7.111	7.132		-0.092	7.040	0.091

Table 6 .

 6 Sulphur abundances in e Eri (HD 22049).

	Wave	EW		A(S)		3D-1D	A	A(S)	CT
	(nm)	(pm)				FIT			
			ATLAS	LHD					
	(D	(2)	(3)	(4)	(5)	(6)	(7)	(B)	(9)
	675.7	0.62	7.162	7.234	7.080	-0.0360		7.234	0.025
	869.4	1.02	7.183	7.252	7.047	-0.0304	-0.004	7.248	0.023
	1045.5	5.81	7.092	7.143		0.0268	-0.047	7.096	0.035
	1045.6	2.52	7.175	7.240		-0.0056	-0.025	7.215	0.082
	1045.9	4.36	7.111	7.169	7.047	0.0033	-0.037	7.132	0.057

  1 (920 nm) sul phur lines, because they are affected by telluric lines. The 922.8 nm line is the cleanest among the three lines, but it lies in the wing of the Paschen £ H-line, so the abundance analy sis is not free of possible systematic errors.

2. Procyon:

Allende

Prieto et al. (2002) 

and later

Aufdenberg et al. (2005) 

hâve investigated Procyon's limb darkening with 3D models. Both groups find that 3D models predict a lower degree of limb darkening than 1D models.

Aufdenberg et al. 

show that an approximate overshooting introduced in 1D Phoenix or ATLAS models can largely eliminate these différences. The case of Procyon is fortunate because it is a well-studied visual binary System. The mass of the primary is well-determined; see

Gatewood & Han (2006) 

and Girard

Table A .

 A l. Procyon: stellar parameters with référencé.

	Teg	log g		[Fe/H]		fmicro	V sin(i)	Référencé
	K			km s 1		km s"1
							2.8	Gray (1981)
	6500 ± 80	4.0 ±0.1			2.1 ±0.3	<4.5	Steffen (1985)
	6605	4.13		-0.06		2.23	Gratton et al. (1996)
	6500	4.00				1.4	3.3	Takeda et al. (1996)
	6470	4.01 ±0.10	-0.01 ± 0.07	1.91 ±0.20	2.6 ± 1.0	Fuhrmann (1998)
	6640	4.13				1.8	6.6	Takeda et al. (1998)
	6530 ± 50	3.96 ± 0.02			2.2	3.16 ±0.5	Allende Prieto et al. (2002)
	6543 ± 84	3.975 ±0.013				Aufdenberg et al. (2005)
	Table A.2. Stellar parameters of HD 33256.			
		TeS	log£	[Fe/H]	^Tmicro		V sin(z')	Ref.
		K			km S"1	kms'1
		6550	4.09	-0.34	1.4		Nissen (1981)
		6270	4.0				Clegg et al. (1981)
		6270	4.0	-0.26	1.0		Tomkin et al. (1985)
		6440	4.05	-0.30			Lambert et al. (1991)
		6300	3.60	-0.45	1.40		Zhao & Magain (1991)
		6400	3.95	-0.336			0	Friel & Boesgaard (1992)
		6442	4.05	-0.30			Edvardsson et al. (1993)
		6386	4.10	-0.30	2.10		King & Boesgaard (1995)
		6385	4.10	-0.30			Chen et al. (2001)
		6440	3.99	-0.30	2.3		Takada-Hidai et al. (2002)
		6411	3.87	-0.30	1.5		Gray et al. (2003)
		6427	4.04	-0.30	1.90		Bensby et al. (2003)
							9.7	Reiners & Schmitt (2003)
	Table A.3. e Eri (HD 22049): stellar parameters with référencé.	
		Teff	logg	[Fe/H]	^micro	V sin(z)	Référencé
		K			kms"1	kms"1
		5180	4.75	-0.09	1.25		Drake & Smith (1993)
		5076	4.50	0.05			Alonso et al. (1996)
			4.84				2.1	Allende Prieto et al. (2000)
		5135	4.70	-0.07	1.14		Santos et al. (2001)
		5117					3	Nordstrom et al. (2004)
		5073	4.43	-0.13	1.05		Santos et al. (2004)
		4992					Ramfrez & Meléndez (2005)
		5177	4.72	0.06	0.62		Takeda et al. (2005b)

Table 1 .

 1 Sulphur line-by-line abundances for the program stars. The wavelengths and log gf if the three Unes are indicated as

	well.			
	À	921.286 nm	922.809 nm	923.754 nm
	log gf	0.42	0.26	0.04
	NGC 6752			
	1406	5.80	6.07	6.04
	1665	-	6.35	6.29
	1461	-	6.35	6.37
	1481	-	6.35	6.36
	47 Tue			
	1012	-	6.56	-
	1081	-	6.68	-
	952	-	6.63	-
	975	-	6.72	-
	201075	6.65	6.86	6.43
	206415	6.73	-	-
	429	-	6.87	-
	433	-	6.87	-
	482	-	6.80	

Table 3 .

 3 Sulphur abundances for the subgiant stars in NGC

	6752. The star identification cornes from Gratton et al. (2001),
	as well as the atmosphère parameters:	=5347 K log g=3.54
	Vlurb= 1.1 kms'1 , [Fe/H]=-1.43 for ail stars. The abundances
	of Na and Mg are from Gratton et al. (2001). The number of S i
	fines used is given in the second column.	
	Star	N	[S/Fe]	[Na/Fe]	[Mg/Fe]
	1406	3	+0.19	+0.02	+0.20
	1665	2	+0.54	+0.10	+0.10
	1461	2	+0.58	+0.29	+0.10
	1481	2	+0.57	+0.54	-0.07
	generate a Fe abundance spread. Besides, any increase in the
	subgiants Tcff would mainly affect Fe i, raising its abundance.

A discrepancy already exists between

Carretta et al. (2004) 

and

Koch & McWilliam (2008) 

[Fe/H] scales, Koch & McWilliam (2008) deriving an average [Fe/H] lower by 0.09 dex. Such a discrepancy would be worsened, should the température for the Carretta et al. (

Table 4 .

 4 Sulphur abundances for the stars in 47 Tue. The star numbers corne fromCarretta et al. (2004), as well well as atmospheric parameters and abundances of Na, Mg and Si. For star # 952 seeBonifacio et al. (2007). The number of S i lines used is given in the fourth column.

	1 were measurable. The [S/Fe] ratio
	varies by almost 0.5 dex, with an average value of < [S/Fe] >=
	0.18 ± 0.14. Given that the uncertainty in the S abundance in
	each star is estimated at 0.2 dex, the observed spread can in fact
	simply reflect the measure ment uncertainty. Moreover, as in the
	case of NGC 6752, the mean [S/Fe] is totally compatible with
	the value displayed by field stars of abundance comparable to

Table 1 .

 1 Adopted model atmosphère parameters. Our UVES spectra show that BS 16076-006 is in fact a subgiant (First Stars VII), and CS 29527-015 a double-lined binary; these stars are omitted in Fig.1. Ail the others seem to be single turnotï stars.

		Star	Teff log g v, [Fe/H] Rem
	1	BS 16023-046	6364 4.50 1.3	-2.97	
	2	BS 16968-061	6035 3.75 1.5	-3.05	
	3	BS 17570-063	6242 4.75 0.5	-2.92	
	4	CS 22177-009	6257 4.50 1.2	-3.10	
	5	CS 22888-031	6151 5.00 0.5	-3.30	
	6	CS 22948-093	6356 4.25 1.2	-3.30	
	7	CS 22953-037	6364 4.25 1.4	-2.89	
	8	CS 22965-054	6089 3.75 1.4	-3.04	
	9	CS 22966-011	6204 4.75 1.1	-3.07	
	10	CS 29499-060	6318 4.00 1.5	-2.70	
	11	CS 29506-007	6273 4.00 1.7	-2.91	
	12	CS 29506-090	6303 4.25 1.4	-2.83	
	13	CS 29518-020	6242 4.50 1.7	-2.77	
	14	CS 29518-043	6432 4.25 1.3	-3.20	
	15	CS 29527-015	6242 4.00 1.6	-3.55	bin
	16	CS 30301-024	6334 4.00 1.6	-2.75	
	17	CS 30339-069	6242 4.00 1.3	-3.08	
	18	CS 31061-032	6409 4.25 1.4	-2.58	
	19	BS 16076-006	5199 3.00 1.4	-3.81	sg

Sc) are listed in Table

2

, those of the heavier (neutron-capture)

Table 2 .

 2 Abundance ratios for C and the a éléments (the subgiant BS 16076-06 is shown separately).

		Star	[Fe/H J [C/Fe] cr	[Mg/Fc] cr N [Si/Fe] N [Ca/Fe] cr N	[Sc/Fc] N [Ti/Fe] CT	N
	1	BS 16023-046	-2.97	0.55 0.15	0.06	0.06 7	-0.07	1	0.29	0.09 10	0.10	1	0.36	0.06 16
	2	BS 16968-061	-3.05	0.45 0.15	0.29	0.06 7	0.31	1	0.37	0.10 12	0.44	1	0.38	0.05 20
	3	BS 17570-063	-2.92	0.40 0.15	0.08	0.06 7	0.04	1	0.29	0.10 11	0.29	1	0.45	0.06 16
	4	CS 22177-009	-3.10	0.38 0.15	0.22	0.06 7	0.15	1	0.27	0.08 9	0.21	1	0.27	0.05 15
	5	CS 22888-031	-3.30	0.38 0.15	0.23	0.10 7	0.31	1	0.31	0.16 8	0.28	1	0.39	0.04 11
	6	CS 22948-093	-3.30	-	-	0.05	0.05 6	-0.13	1	0.30	0.12 4	0.35	1	0.49	0.11 15
	7	CS 22953-037	-2.89	0.37 0.15	0.36	0.08 7	-0.01	1	0.24	0.10 9	0.35	1	0.26	0.06 17
	8	CS 22965-054	-3.04	0.62 0.15	0.25	0.07 7	-0.02	1	0.47	0.16 13	0.16	1	0.44	0.14 25
	9	CS 22966-011	-3.07	0.45 0.15	0.21	0.08 7	0.27	1	0.32	0.14 10	0.21	1	0.38	0.07 16
	10	CS 29499-060	-2.70	0.38 0.15	0.19	0.06 7	0.00	1	0.28	0.06 13	0.10	1	0.50	0.07 27
	11	CS 29506-007	-2.91	0.49 0.15	0.28	0.05 7	0.17	1	0.49	0.07 13	0.36	1	0.52	0.08 23
	12	CS 29506-090	-2.83	0.41	0.15	0.27	0.06 7	0.17	1	0.46	0.10 13	0.27	1	0.47	0.07 20
	13	CS 29518-020	-2.77	-	-	0.06	0.03 3	-	1	0.40	0.22 7	-	1	-	-
	14	CS 29518-043	-3.20	-	-	0.19	0.09 7	0.01	1	0.40	0.11 9	0.41	1	0.49	0.03 15
	15	CS 29527-015	-3.55	1.18 0.15	0.43	0.08 7	0.15	1	0.36	0.23 4	0.26	1	0.35	0.12 10
	16	CS 30301-024	-2.75	0.23 0.15	0.28	0.07 7	0.17	1	0.45	0.08 14	0.20	1	0.45	0.12 25
	17	CS 30339-069	-3.08	0.56 0.15	0.18	0.03 7	-0.12	1	0.43	0.13 10	0.17	1	0.38	0.09 20
	18	CS 31061-032	-2.58	0.56 0.15	0.22	0.06 7	0.14	1	0.40	0.14 15	0.31	1	0.45	0.11 25
	-	BS 16076-006	-3.81	0.34 0.10	0.58	0.05 7	0.31	1	0.39	0.14 10	0.42	1	0.34	0.07 17

Table 3 .

 3 Abundance ratios for the iron-peak and neutron-capture éléments.

	1	BS 16023-046	-2.97	-0.12 0.07 5	-0.55	0.03 3	0.28	0.03 2	-0.03 0.15 3	<0.54 -	-0.18	1	-	-
	2	BS 16968-061	-3.05	-0.24 0.06 5	-0.64	0.00 3	0.40	0.04 4	0.04	0.07 3	<0.28 -	-0.57	1	-	-
	3	BS 17570-063	-2.92	-0.23 0.12 5	-0.76	0.01 3	0.31	0.08 3	-0.07 0.18 3	<0.41	-	-0.02	1	-0.26	1
	4	CS 22177-009	-3.10	-0.22 0.04 5	-0.57	0.05 3	0.37	0.08 3	0.02	0.01 2	<0.37 -	-0.36	1	-	-
	5	CS 22888-031	-3.30	-0.28 0.09 4	-0.74	0.00 2	0.57	0.11 3	0.08	0.08 2	-	-	0.18	1	-	-
	6	CS 22948-093	-3.30	-0.21	0.08 3	-0.69	0.00 2	0.50	-	1	-0.01	0.04 2	<0.82 -	-0.16	1	-0.23	1
	7	CS 22953-037	-2.89	-0.32 0.05 5	-0.78	0.03 3	0.39	0.13 3	0.04	0.11 3	<0.39 -	-0.57	1	-	-
	8	CS 22965-054	-3.04	-0.16 0.04 5	-0.51	0.02 3	0.44	0.21 4	0.03	0.07 3	0.67	1	+0.31	1	-	-
	9	CS 22966-011	-3.07	-0.23 0.03 5	-0.70	0.00 3	0.48	0.12 4	0.08	0.06 2	<0.50 -	0.03	1	-0.05	1
	10	CS 29499-060	-2.70	0.01	0.04 6	-0.28	0.02 3	0.36	0.09 4	0.19	0.09 3	0.73	1	-0.60	1	-	-
	11	CS 29506-007	-2.91	-0.12 0.05 5	-0.59	0.01 3	0.39	0.03 3	0.04	0.08 3	0.71	1	0.16	1	0.18	1
	12	CS 29506-090	-2.83	-0.16 0.06 5	-0.62	0.02 3	0.45	0.11 4	0.04	0.12 3	0.66	1	0.36	1	-0.35	1
	13	CS 29518-020	-2.77	-0.18 0.05 2	-	-	-	-	-	-	0.04	-	1	<0.33 -	-	-	-	-
	14	CS 29518-043	-3.20	-0.20 0.08 4	-0.64	0.00 2	0.57	-	1	0.07	0.01 2	< 0.68 -	0.08	1	-	-
	15	CS 29527-015	-3.55	-0.21	0.15 4	-0.66	-	1	0.70	-	1	-0.09 0.05 2	<0.98 -	0.34	1	-	-
	16	CS 30301-024	-2.75	-0.16 0.06 5	-0.59	0.01 3	0.30	0.11 4	0.02	0.04 3	0.55	1	-0.32	1	-0.28	1
	17	CS 30339-069	-3.08	-0.24 0.06 5	-0.71	0.00 3	0.33	0.05 2	-0.01	0.17 3	<0.47 -	-0.10	1	-	-
	18	CS 31061-032	-2.58	-0.10 0.16 6	-0.51	0.02 3	0.38	0.15 4	0.03	0.05 3	0.40	1	0.21	1	-0.40	1
	-	BS 16076-006	-3.81	-0.41	0.16 6	-0.93	0.10 3	0.39	0.05 4	-0.05 0.04 3	-	-	<-1.59 1	<-1.0	1

Star [Fc/H] [Cr/Fe] cr N | Mn/Fe |* cr N ICo/Fe] cr N [Ni/Fe] cr N [Zn/Fe] N [Sr/Fe] N [Ba/Fe] N * [Mn/Fe] has been determined only from the lines of the résonance triplet.

Table 6

 6 lists the mean 3D corrections as defined by Caffau

Table 5 .

 5 Lines used to test the granulation effects.

	Species	À	X
		nm	eV
	CH	430.0317	0.00
	CH	430.0587	0.36
	CH	430.1072	1.44
	CH	430.1135	0.31
	Si i	390.5523	1.91
	Sii	410.2916	1.91
	Sc ii	424.6822	0.31
	Tin	376.1323	0.57
	Tin	391.3468	1.12
	Cri	425.4332	0.00
	Cri	520.8419	0.94
	Mm	403.0753	0.00
	Mn i	404.1355	2.11
	Fei	382.4444	0.00
	Fei	4(K),5242	1.56
	Fei	418.7795	2.42
	Fei	422.7427	3.33
	Coi	384.5461	0.92
	Zn î	481.0528	4.08
	listed in Table		

Table 6 .

 6 Mean 3D corrections for selected éléments.

		model	
	4880/2.00/-3.0	5920/4.50/-3.0	6550/4.50/-3.0

Table 7 .

 7 Radial velocities of the sample of EMP giant stars.

	n	Star	obs. date	Julian date	Vr
					km s"1
	1	HD2796	2000-10-13	51830.1114692	-60.87

Table A .

 A l. Abundanees for HE 0508-1555 for different model atmosphères.

	Ion	A	crA	A	crA	A	(ta	A	crA
		MARCS	ATLAS	ATLAS	Cohen	
				NOYER	OVER	et al. 2004
	Mgi	5.58	0.27	5.54	0.29	5.68	0.27	5.70 0.28	
	Ali	3.28	0.06	3.24	0.06	3.38	0.06	3.91 0.09	
	Si i	5.19		5.14		5.31		5.23	
	Cai	4.15	0.08	4.11	0.08	4.24	0.08	4.22 0.11	
	Sc h	0.99	0.03	0.96	0.04	1.04		1.02 0.03	
	Tii	3.18	0.13	3.14	0.13	3.26	0.13	3.23 0.14	
	Tin	3.05	0.09	3.02	0.09	3.10	0.09	3.08 0.10	
	Cri	2.94	0.03	2.89	0.03	3.01	0.03	2.99 0.04	
	Mn i	2.31	0.05	2.26	0.05	2.38	0.04	2.35 0.05	
	Fei	5.00	0.16	4.96	0.16	5.09	0.15	5.07 0.17	
	Feu	5.11	0.16	5.09	0.16	5.16	0.16	5.13 0.17	
	Coi	2.88	0.11	2.84	0.11	2.96	0.10	2.92 0.11	
	Nii	3.77		3.72		3.86		3.83	

Table C .

 C l. Abundanees for BS 16467-062 different model atmosphères and the EWs ofCohen et al. (2008).

	Ion	MARCS	ATLAS	MARCS
			OYER	
		T=5364K	T=5364	T=5200
		log g =2.95	log g =2.95	log g = 2.50
	Mgi	4.24	4.39	4.15
	Ali	2.01	2.15	1.85
	Si i	4.20	4.38	4.07
	Cai	2.83	2.98	2.71
	Sc ii	-0.29	-0.20	-0.54
	Tii	1.71	1.83	1.52
	Tin	1.66	1.74	1.42
	Cri	1.55	1.68	1.37
	Mm	1.18	1.29	0.97
	Fei	3.87	4.00	3.70
	Feu	3.93	4.02	3.73
	Coi	2.06	2.20	1.86

Table C .

 C 2. Abundanees for BS 16467-062 for different atmospheric parameters and the EWs ofLai et al. (2008).

	Ion	ATLAS	MARCS
		NOYER		
		T=: 5388	T=	5200
		log g	=3.04	log g	= 2.50
		A	cr	A	(T
	Mgi	4.06	0.10	3.98	0.10
	Si i	4.12		4.01	
	Cai	2.90	0.09	2.78	0.07
	Scn	-0.30	0.02	-0.59	0.02
	Tii	1.79		1.57	
	Ti n	1.71	0.12	1.43	0.12
	Cru	1.47	0.06	1.27	0.07
	Mn i	1.05	0.01	0.82	0.02
	Fei	3.77	0.19	3.61	0.18
	Feu	3.76	0.15	3.54	0.16
	Coi	1.88	0.06	1.66	0.06
	Nii	2.80	0.02	2.60	0.04

*

Table C .

 C 3. Abundances for BS 16467-062 from Paper V and the same model but EWs fromCohen et al. (2008),Lai et al. (2008).

	6.2	The CS 22876-032 System		
		Ion		EWs			EWs			Paper V
			Cohen et al. 2008	I.ai et al. 2008		
			A	cr	N	A	cr	N	A	cr	N
		Mgi	3.99"	0.11	3	3.98	0.10	4	3.97	0.09
		Si i	4.07		1	4.01		1	4.20
		Ca i	2.71	0.12	3	2.78	0.07	4	2.94	0.19
		Sc ii	-0.54	0.03	3	-0.59	0.02	2	-0.59	0.06
		Tii	1.52	0.05	2	1.57		1	1.65	0.17
		Ti h	1.42	0.11	14	1.43	0.12	9	1.43	0.18
		Cr h	1.37	0.10	5	1.27	0.07	4	1.49	0.29
		Mn i	0.97	0.22	5	0.82	0.02	2	1.07	0.03
		Fei	3.70	0.16	55	3.61	0.18	52	3.67	0.13
		Feu	3.73	0.14	8	3.54	0.16	3	3.79	0.12
		Coi	1.86	0.26	3	1.66	0.06	3	1.70	0.10
		Nii			0	2.60	0.04	2	2.56	0.03
		a line 416.7 nm has been removed to compute the average

Table 2 .

 2 Orbital éléments of CS 22876-032.

	Parameter	This paper	Norris et al. (2000)
	P (days)	424.81 ±0.37	424.71 ±0.60
	T0 (HJD-2400000)	48 579.8 ±7.1	48 576.4 ± 13.5
	e	0.143 ±0.013	0.12 ±0.03
	w (deg)	148.1 ±6.4	144.96 ± 12.4
	V0 (km s"1)	-93.11 ±0.13	-93.36 ±0.28
	Ka (km s'1)	15.04 ± 0.26	15.13 ±0.51
	Kb (km s-1)	16.51 ±0.27	17.06 ± 0.56
	Ma sin3 i'(M0)	0.701 ±0.021	0.76 ± 0.04
	Mb sin3 i(MG)	0.639 ±0.019	0.68 ± 0.04
	Mb/Ma	0.911 ±0.022	0.89 ± 0.04
	cr (km s"1)	1.01	1.60

3

  The Two Micron Ail Sky Survey is a joint project of the University of Massachusetts and the Infrared Processing and Analysis Center/Califomia Institute of Technology, funded by the National Aeronautics and Space Administration and the National Science

	Foundation.

Table 3 .

 3 Elément abundances of CS 22876-032. The Solar O abundance is adopted from the 3D measurement of atomic lines ofLudwig & Steffen (2007): the other Solar abundances fromGrevesse & Sauvai (2000). [X/H] and [X/Fe] are LTE values; [X/Fe] refers to Fel for OH and neutral species, to Fe II for ionised species. The 3D abundance corrections A3D-1D were determined with TURBOSPECTRUM from the (3D) and 1D models, except for O and Li. where a full 3D analysis was performed and we give two values: the abundance correction 3D -(3D) ("(3D)") and "1D" = 3D -1DLhd (see text). cr is the standard déviation of the results from the n lines (next column; if n = 1, the wavelength of the line in nm is given).See text for details on the measurement of Li, O, Sc, and Co.

	Species	log e(X)0	[X/H]a	[X/Fe]A	Ajd-id.a	(Ta	«A	[X/H]b	[X/Fe] b	A3D-1D.B		«B
	Li I	-	2.22	-	1D:-0.19 (3D>:-0.17	0.01	670.8	1.75	-	lD:-0.29 (3D):-0.02	0.04	670.8
	O (OH)	8.72	-1.52	2.14	1D:-1.49 (3D>:-0.64	0.04	4	-1.75	1.81	lD:-0.92 <3D>:0.00	0.09	9
	Nal	6.33	-3.69	-0.03	-0.01	0.03	2	-3.79	-0.22	0.02	0.05	589.5
	Mgl	7.58	-3.11	0.55	0	0.18	9	-3.14	0.43	0.09	0.24	9
	Ali	6.47	-3.89	-0.23	-0.02	0.22	2	-3.75	-0.18	0.04	0.22	2
	Sil	7.55	-3.75	-0.09	-0.01	0.02	390.5	-3.48	0.09	0.07	0.04	390.5
	Cal	6.36	-3.65	0.01	-0.07	0.02	422.6	-3.68	-0.11	-0.04	0.04	422.6
	Call	6.36	-3.68	-0.18	0.10	0.14	3	-3.81	-0.54	0.23	0.11	2
	Sc II	3.17	-3.73	-0.22	0	0.18	2	-3.57	-0.30	0.04	0.11	2
	Ti II	5.02	-3.25	0.25	-0.01	0.34	19	-3.45	-0.18	0.09	0.23	12
	Cri	5.67	-3.79	-0.13	-0.07	0.12	5	-3.92	-0.35	-0.08	0.35	4
	Crll	5.67	-3.38	0.12	0.08	0.10	313.2	-3.30	-0.03	0.24	0.30	313.2
	Mn II	5.39	^1.01	-0.51	0.09	0.17	344.1	-3.86	-0.59	0.14	0.37	344.1
	Fel	7.50	-3.66	0	-0.12	0.12	38	-3.57	0	-0.07	0.21	37
	Fell	7.50	-3.51	0	0.09	0.25	13	-3.27	0	0.18	0.31	9
	Col	4.92	-2.91	0.75	-0.13	0.07	7	-2.92	0.65	-0.07	0.08	4
	Nil	6.25	-3.49	0.17	-0.19	0.18	12	-3.45	0.12	-0.08	0.16	12

Table 4 .

 4 Abundance errors in CS 22876-032. A7-eff, A|0gÿ, and A^are the abundance changes caused by changes in Te{{ of 100 K (A) or 150 K (B), in logy by 0.1 dex, and by 0.5 km s-1 in the microturbulence velocity £. Other column headings and comments as in Table3.

	Specie	log e(X)e	[X/H]a	AATe(T	A A.logÿ	AA.f	«A	[X/H]b	AB.7eff	AB.log<7	AB.f	«B
	Li I	-	2.22	0.06	0	0	670.8	1.75	0.08	0	0	670.8
	O (OH)	8.72	-1.52	0.13	-0.04	0.01	4	-1.75	0.23	0.02	0.04	9
	Nal	6.33	-3.69	0.05	0	-0.01	2	-3.79	0.07	0	-0.01	589.5
	Mgl	7.58	-3.11	0.04	0	-0.05	9	-3.14	0.04	0	-0.04	9
	Ali	6.47	-3.89	0.06	0	-0.01	2	-3.75	0.06	0.02	-0.03	2
	Sil	7.55	-3.75	0.06	0.01	-0.01	390.5	-3.48	0.04	0.02	-0.05	390.5
	Cal	6.36	-3.65	0.06	0	-0.06	422.6	-3.68	0.04	0.01	-0.11	422.6
	Ca II	6.36	-3.68	0.01	0.03	-0.06	3	-3.81	-0.05	0.05	-0.06	2
	Sc II	3.17	-3.73	0.04	0.03	-0.01	2	-3.57	0.04	0.05	-0.01	2
	Ti II	5.02	-3.25	0.05	0.03	-0.04	19	-3.45	0.01	0.05	-0.09	12
	Cri	5.67	-3.79	0.08	0	-0.01	5	-3.92	0.10	0.02	-0.02	4
	Crll	5.67	-3.38	0.03	0.03	-0.07	313.2	-3.30	-0.05	0.05	-0.08	313.2
	Mn II	5.39	-4.01	0.04	0.03	-0.01	344.1	-3.86	-0.14	0.04	-0.01	344.1
	Fe I	7.50	-3.66	0.09	-0.01	-0.05	38	-3.57	0.06	-0.02	-0.12	37
	Fe il	7.50	-3.51	0.03	0.02	-0.02	13	-3.27	-0.02	0.03	-0.06	9
	Col	4.92	-2.91	0.09	0	-0.01	7	-2.92	0.09	0.01	-0.07	4
	Nil	6.25	-3.49	0.09	0	-0.05	12	-3.45	0.07	0.01	-0.13	12
	from a Monte Carlo simulation, by injecting noise correspond-						
	ing to the actual S/N ratio near the Li line in the best-fit synthetic						
	spectrum. In each case, the S/N ratio was estimated taking into						
	account the corresponding veiling factors.									
	5.2.3. The iron abundance										
	We made a careful sélection of 38 reliable Fel Unes in star A						
	and 37 in B, taking into account the radial velocity séparation of						
	the two sets of lines in the double-lined spectrum. It is reassur-						
	ing that we find the same [Fe/H] for both stars, within the errors.						

Table 5 .

 5 Li abundances in CS 22876-032. A(Li)1DiNLTRJX' includes corrections for déplétion by diffusion (see text).

	Component	£Wubs (pm)	/6708.1D	A(Li)1D	A(Li)1D-NLTE	A(Li)iD-NLTEX>C	A3D-<3D>	A3D-1D
	Star A	1.32	1.36	2.22	2.18	2.18	-0.17	-0.19
	Star B	0.42	3.74	1.75	1.77	1.84	-0.02	-0.29

  Table 5 lists the observed équiv alent widths and the average Li abundances, with and without the NLTE corrections obtained from the tables of Carlsson et al.

Table 6

 6 

	. 3D abundance corrections for the OH fines. [O/H] and [O/Fe]
	are relative to log e(O)0 = 8.72.		
	A (nm)	[0/H]1D	[O/Fefio	A.3d-<3d>	A3D-1D
		CS 22876-032A	
	311.21	-1.48	2.18	-0.633	-1.546
	311.47	-1.55	2.11	-0.536	-1.328
	312.26	-1.56	2.10	-0.590	-1.420
	313.43	-1.48	2.18	-0.797	-1.664
		CS 22876-032B	
	312.26	-1.63	1.94	0.027	-0.985
	312.77	-1.85	1.72	0.014	-0.868
	312.83	-1.68	1.89	0.033	-1.009
	313.03	-1.94	1.63	-0.004	-1.045
	313.32	-1.69	1.88	0.003	-0.856
	313.66	-1.75	1.82	-0.015	-0.849
	314.30	-1.80	1.77	-0.011	-0.815
	317.45	-1.75	1.82	-0.017	-0.916
	317.77	-1.70	1.87	-0.009	-0.906
	5.2.5. Oxygen				

Table 7 .

 7 1D gravity effects on the Fe and O abundances.

	Species	Alogéf	A[X/H]a	A[X/H]b
	OH	0.3	-0.12	-0.08
	Fel	0.3	-0.01	-0.02
	Fell	0.3	0.09	0.11
	used a single line, the strongest of the Mn II lines of Mult. 3, for

Table 4 )

 4 .

  of Collet et al. (2007) to the giants of Paper V, the [O/Fe] decreases in ail the giants and the good agreement between CS 22876-032 and the giants no longer holds. The mean [O/Fe] of the giants would be 0.51, while that of CS 22876-032 is 0.87. If instead we take the measurements of Paper V at face value, the mean [O/Fe] is 0.72.

Table 2 of

 2 Andrievsky et al. (2007). After applying these corrections, Na

	abundances of the CS 22876-032 dwarfs remain compatible
	with those of metal-poor giants and dwarfs, which exhibit al-
	most a constant ratio [Na/Fe]	0.20 in the metallicity range
	-4.0 < [Fe/H] < -2.5.	
	The LTE [Al/Fe] abundance ratios of the dwarfs in this Sys
	tem are ~0.5 dex larger than those in metal-poor giants with
	similar iron content. However, aluminium is also expected to ex
	hibit significant NLTE corrections (Baumiiller & Gehren 1997),
	which might explain this différence, as was the case for Na. This
	element also exhibits an almost constant ratio [Al/Fe]	0.10
	for giants in the metallicity range -4.0 < [Fe/H] < -2.5 when a
	fixed NLTE correction of +0.65 dex is considered.
	Within the errors, [Sc/Fe] is consistent with, although
	0.2-0.3 dex lower than, the [Sc/Fe] ratio in EMP giants which
	shows an almost constant ratio [Sc/Fe] ~0. Note that the [X/Fe]
	ratios given in Table 3 were computed relative to Fe II for ionised
	species. As noted in Sect. 5.2.3, the Fe II abundances are less reli-
	able than those for Fe I because the Fe II lines in EMP dwarfs are
	very weak, especially for star B in CS 22876-032. Therefore,
	[X/Fe] for ionised species in star B should be regarded with
	caution.	

Table 1 .

 1 Radial-velocity observations of CS 22876-032. For each velocity, cr is the estimated error and (O-C) the residual from the orbital fit.

	Date	HJD-2400 000	Phase	Va	o-VA	(0-C)A	vB	trVB	(0-C)B	Source
	(days)		km s"1	km s 1	km s-1	km s"'	km s 1	km s-1		
	Sep. 6	46315.1	0.669	-83.9	2.0	-3.44	-	-	-	NBR00
	Dec. 16	46416.0	0.907	-96.8	2.0	1.72	-	-	-	NBR00
	Sep. 27	47 431.7	0.297	-93.5	1.0	1.44	-	-	-	MC90
	Sep. 13	47 783.2	0.124	-107.8	1.0	0.63	-74.8	1.0	1.48	NBR00
	Oct. 15	47 814.6	0.199	-104.3	1.0	-0.94	-	-	-	NBR00
	Oct. 16	47 815.7	0.201	-103.1	1.0	0.07	-81.2	1.0	0.86	NBR00
	Oct. 17	47 816.6	0.204	-102.1	1.0	0.87	-	-	-	NBR00
	Dec. 6	47 867.0	0.322	-93.3	1.0	-0.35	-	-	-	NBR00
	Sep. 1	48 135.7	0.955	-103.0	1.0	0.83	-	-	-	CASPEC
	Sep. 27	48 162.1	0.017	-109.6	1.0	-0.91	-76.2	1.0	-0.20	NBR00
	May 23	48400.0*	0.577	-87.5	2.0	-7.34	-	-	-	EMMI
	Aug. 22	48 490.5	0.790	-87.0	2.0	-0.47	-	-	-	NBR00
	Sep. 21	48 520.7	0.861	-94.0	1.0	-0.65	-	-	-	EMMI
	Aug. 17	48851.8	0.640	-78.6	1.0	1.41	-107.6	1.0	-0.12	NBR00
	Dec. 12	48 967.5*	0.912	-90.9	2.0	8.33	-	-	-	EMMI
	Aug. 7	50303.1	0.057	-110.2	1.0	-0.28	-76.2	1.0	-1.55	NBR00
	Aug. 23	50683.8	0.957	-104.2	1.0	-0.57	-81.3	1.0	0.25	NBR00
	Aug. 12	51038.3	0.787	-87.8	1.0	-1.47	-101.1	1.0	-0.56	NBR00
	Jul. 29	51388.7	0.612	-77.0	2.0	2.89	-	-	-	NBR00
	Sep. 23	51444.6	0.744	-84.3	1.0	-0.93	-105.5	1.0	-1.71	NBR00
	Jul. 19	51744.8	0.451	-84.9	0.5	-0.52	-102.9	0.3	-0.22	VLT
	Jul. 20	51745.8	0.453	-83.7	0.4	0.56	-102.3	0.8	0.51	VLT
	Aug. 3	51759.8	0.486	-82.6	0.3	0.13	-103.9	0.5	0.59	VLT
	Aug. 11	51767.9	0.505	-82.3	0.3	-0.31	-105.3	0.3	0.01	VLT
	Oct. 17	51834.7	0.662	-80.1	0.3	0.22	-107.0	0.4	0.14	VLT
	Oct. 20	51 837.6	0.669	-79.9	1.0	0.56	-105.6	1.4	1.38	VLT
	Nov. 7	52 220.6	0.571	-80.6	0.3	-0.35	-107.4	0.3	-0.18	VLT
	Nov. 8	52 221.6	0.573	-80.2	0.3	0.01	-107.2	0.3	0.06	VLT
	Nov. 9	52 222.6	0.575	-79.4	0.7	0.78	-106.6	0.9	0.69	VLT

*: Ha velocities; omitted from solution. Sources: NBR00: Norris et al. (2000, and référencés therein); MC90: Molaro & Castelli (1990); CASPEC: unpublished velocity from a Caspec spetrunr. EMMI: unpublished velocities from EMMI spectra; VLT: this paper.

Table A .

 A l. Line data, équivalent widths, veiling factors and 1D abundances of CS 22876-032A. B.

	Table A.l. continued.												
	Specie Specie /I (nm) A (nm) Fei 381.5840 X (eV) X (eV) 1.490 log gf log gf 0.237	fl^A.obs FWA,0bs /a.id /a.1D A(X)a.1d A(X)a.1d EWb obs (pm) (dex) (pm) /b.id /b.id A(X)b.id A(X)b.id (dex) (pm) (dex) (pm) (dex) 3.79 1.30 3.88 1.61 4.34 3.77
	Na I Fel	588.9951 382.0425 0.000 0.860 0.112 0.119		1.40 5.15	1.35 1.30	2.63 3.89	-2.00	-4.30	-	3.63
	Na I Fei	589.5924 382.5881	0.000 0.920 -0.191 -0.037	0.79 4.10	1.35 1.31	2.64 3.76	0.49 2.00 3.87 4.26	2.54	3.82
			Fei	382.7823	1.560	0.062		2.57		1.31	3.79	1.29	4.25	3.71
	Mgl Fei	333.6674 384.0438 2.720 0.990 -1.230 -0.506	1.07 2.26	1.32 1.30	4.57 3.76	0.90	1.11	4.16 4.34	4.68	3.60
	Mgl Fei	382.9355 384.1048 2.710 1.610 -0.207 -0.045	5.01 2.05	1.31	1.30	4.41	3.78	2.06 0.88 4.24 4.35	4.29	3.54
	Mgl Fei	383.2304 384.9967 2.710 1.010 0.146 -0.871		6.03 1.26	1.31	1.29	4.29 3.79	2.87	4.25 1.09 4.46	4.35	3.99
	Mgl Fei	383.8290 385.6372 2.720 0.050 0.415 -1.286	6.89 3.23	1.30 1.28	4.21	3.96	2.77	4.31 1.76	4.52	4.06	4.16
	Mgl Fel	416.7271 385.9911 4.340 0.000 -1.000 -0.710	0.23 5.44	1.29 1.28	4.84 4.03	0.11	4.41 2.42	4.54	4.86	4.08
	Mgl Fei	517.2684 386.5523 2.710 1.010 -0.380 -0.982	4.88 1.03	1.33 1.28	4.47 3.79	2.42	4.04 -	-	4.41	-
	Mgl Fei	518.3604 387.2501		2.720 0.990 -0.158 -0.928	5.73 1.58	1.33	1.29	4.43 3.95	3.24 0.99 4.03 4.49	4.52	3.94
	Mgl Fel	552.8405 387.8018 4.340 0.960 -0.341 -0.914	0.60 1.59	1.34 1.30	4.58 3.91	0.16	3.94 1.29 4.36	4.25	4.13
	Mgl Fel	880.6756 388.6282 4.340 0.050 -0.137 -1.076	0.81 2.64	1.39 1.32	4.41	3.60	0.62 2.18 3.57 4.17	4.50	4.17
			Fei	388.7048	0.920	-1.144		1.02		1.32	3.87	1.15	4.16	4.15
	Ali		Fei	394.4006 389.5656 0.000 0.110 -0.623 -1.670	1.51	1.59	1.28 1.31	2.74 3.92	1.12	4.54 1.43 4.19	2.88	4.15
	Ali		Fel	396.1520 389.9707 0.010 0.090 -0.323 -1.531		1.41 2.16	1.31	1.31	2.42 3.94	1.16	4.24 1.66 4.28	2.56	4.23
			Fei	390.2946	1.560	-0.466		1.10		1.30	3.79	0.91	4.35	3.93
	Si I		Fel	390.5523 390.6480 1.910 0.110 -1.090 -2.243	1.55 0.77	1.29 1.29	3.80 4.09	1.32 0.63 4.42 4.44	4.07	4.05
			Fel	392.0258	0.120	-1.746		1.39		1.28	3.91	1.28	4.58	4.20
	Cal Fei	422.6728 392.7920 0.000 0.110 0.240 -1.522	3.60 2.26	1.30 1.28	2.71	3.97	1.70	4.39 1.44 4.58	2.68	4.12
			Fel	404.5812	1.490	0.280		3.96		1.29	3.85	1.38	4.47	3.52
	Ca II Fei	317.9331 406.3594 3.150 1.560 0.512 0.062		4.08 2.88	1.30 1.29	2.62 3.84	1.36	4.28 1.49 4.47	2.57	3.90
	Ca II Fei	370.6024 407.1738 3.120 1.610 -0.480 -0.022	1.41 2.54	1.34 1.29	2.58 3.87	-	1.26	-4.44	-	3.83
	Caii Fei	373.6902 413.2058 3.150 1.610 -0.173 -0.675	3.22 0.98	1.33 1.29	2.84 3.96	0.68 0.67 4.04 4.42	2.53	3.96
			Fei	414.3868	1.560	-0.511			1.24		1.29	3.87	1.07	4.43	4.09
	Scli Fei	361.3829 420.2029 0.020 1.490 0.416 -0.708	0.42 0.93	1.33 1.29	-0.69 3.85	0.42 0.70 4.01	4.40	-0.40	3.89
	Sc II Fe 1	424.6822 425.0787 0.310 1.560 0.240 -0.714	0.37 0.58	1.30 1.30	-0.44 3.69	0.16 0.49 4.38 4.37	-0.41	3.74
			Fei	426.0474	2.400	0.109		0.72		1.30	3.71	0.28	4.37	3.43
	Till Fe I	316.8532 427.1761 0.150 1.490 -0.310 -0.164	2.35 2.43	1.30 1.30	1.66 3.86	0.70	4.29 1.23 4.36	1.34	3.78
	Ti II	Fe 1	323.4520 432.5762 0.050 1.610 0.426 0.006		4.55 2.19	1.31	1.31	1.54 3.73	1.64	4.25 1.39 4.19	1.34	3.81
	Ti II	323.6578		0.030	0.234		4.11		1.31	1.56	1.72	4.25	1.59
	Ti II Feu	324.1994 318.6738 0.000 1.700 -0.045 -1.710	3.20 1.69	1.31	1.30	1.51 4.13	1.75 0.90 4.24 4.28	1.86	4.37
	Ti II Feu	325.1918 319.2909 0.010 1.670 -0.579 -1.950	1.54 1.37	1.31	1.31	1.52 4.20	0.65	4.23 0.29 4.27	1.39	3.87
	Ti II	Feu	332.2941 319.3799 0.150 1.720 -0.093 -1.720	2.38 1.30	1.32 1.31	1.44 4.01	1.23 0.70 4.17 4.27	1.53	4.21
	Ti II Feu	332.9453 319.6070 0.140 1.670 -0.274 -1.660	2.53 1.61	1.32 1.31	1.65 4.03	1.33 0.44 4.17 4.27	1.78	3.80
	Ti II Fe il	338.0279 321.0444 0.050 1.720 -0.570 -1.790	3.38 2.05	1.32 1.31	2.12 4.36	1.33 0.95 4.14 4.26	1.98	4.52
	Ti II Feu	338.7846 321.3309 0.030 1.700 -0.432 -1.230	2.29 1.62	1.32 1.31	1.63 3.62	1.01	4.14 -	-	1.54	-
	Till Feu	344.4314 322.7742 0.150 1.670 -0.810 -1.130	1.02 3.29	1.32 1.31	1.63 4.05	-	1.94	-4.26	-4.81
	Ti II Feu	345.6388 325.5887 2.060 0.990 -0.230 -2.500	0.41	1.47	1.32 1.31	2.32 4.19	-0.76	-4.22	-	4.31
	Till Feil	347.7187 327.7348 0.120 0.990 -0.967 -2.470	1.17 1.33	1.32 1.31	1.83 4.11	0.58 0.72 4.08 4.20	1.76	4.23
	Tin Feu	348.9741 423.3172 0.140 2.580 -1.920 -1.900	0.40 0.51	1.33 1.30	2.27 4.26	-	-	-	-	-	-
	Till Feil	350.0340 492.3927 0.120 2.890 -2.020 -1.320	0.37 0.36	1.33 1.32	2.32 3.77	-	-	-	-	-	-
	Till Fe il	375.9296 501.8440 0.610 2.890 0.270 -1.220	2.39 0.42	1.32 1.33	1.33 3.73	0.94 0.27 4.16 4.08	1.26	4.05
	Till Feil	376.1323 516.9033 0.570 2.890 0.170 -0.870	2.36 0.65	1.32 1.33	1.39 3.58	1.07	4.16 -	-	1.43	-
	Till	391.3468			1.120	-0.410		0.39	1.28	1.48	-	-	-
	Till Coi	402.8343 340.5114	1.890 0.430 -0.990 0.250		0.15 1.17	1.29 1.32	2.30	1.93	-2.44	-4.12	-	2.10
	Till Coi	518.8680 341.2333	1.580 0.510 -1.050 0.030		0.14 1.09	1.33 1.32	2.01	2.05	-0.86	-4.12	-	2.02
		Coi	345.3508	0.430	0.380		1.54		1.32	1.99	1.41	4.11	1.95
	Cri	Coi	357.8684 349.5681		0.000 0.630 0.409 -0.270	0.85 0.65	1.33 1.33	1.79 2.11	0.61	4.03 -	-	1.61	-
	Cri	Coi	425.4332 350.2278 0.000 0.430 -0.110 0.070		0.45 1.40	1.30 1.33	1.83 2.11	0.28	4.37 -	-	1.63	-
	Cri	Coi	427.4796 399.5302 0.000 0.920 -0.230 -0.220	0.32 0.24	1.30 1.29	1.79 2.00	0.16 0.19 4.36 4.48	1.48	1.94
	Cri	Coi	428.9716 412.1311		0.000 0.920 -0.360 -0.320	0.46 0.18	1.30 1.31	2.09	1.90	0.58	4.35 -	-	2.27	-
	Cri			520.6038		0.940	0.020		0.13	1.33	1.92	-	-	-
		Nil	339.2983	0.030	-0.540	2.66		1.32	2.90	1.57	4.13	2.92
	Crll Nil	313.2053 343.3554 2.480 0.030 0.451 -0.668	2.85 1.89	1.30 1.32	2.29 2.77	1.10	4.32 1.48 4.10	2.37	2.93
		Nil	345.2885	0.110	-0.910	1.14		1.32	2.78	1.13	4.11	2.93
	Mn II Nil	344.1988 345.8456	1.780 0.210 -0.270 -0.223		0.54 2.25	1.32 1.32	1.38 2.62	0.32	4.11 1.32	4.10	1.53	2.51
		Nil	346.1649	0.030	-0.347		2.55		1.32	2.67	1.51	4.10	2.66
	Fel	Nil	347.5450 349.2954 0.090 0.110 -1.054 -0.250	3.24 2.39	1.32 1.33	3.99 2.59	1.89	4.09 1.76 4.07	4.07	2.84
	Fel	Nil	347.6702 351.5049 0.120 0.110 -1.507 -0.211		1.96 2.74	1.32 1.33	4.05 2.67	1.40	4.08 1.74 4.06	4.07	2.77
	Fe I	Nil	349.0574 352.4535 0.050 0.030 -1.105 0.008		2.91 3.90	1.33 1.33	3.90 2.77	1.93 2.12 4.07 4.05	4.11	2.80
	Fel	Nil	356.5379 361.0461	0.960 0.110 -0.133 -1.149		2.96 0.95	1.33 1.33	3.75 2.92	1.90	4.04 1.07 4.01	3.92	3.05
	Fe I	Nil	358.1193 361.9386 0.860 0.420 0.406 0.035		4.17 2.02	1.33 1.33	3.55 2.46	2.81	4.03 1.72 4.00	3.89	2.75
	Fel	Nil	360.8859 380.7138	1.010 0.420 -0.100 -1.180	3.39 1.11	1.33 1.30	3.91	3.17	2.17 0.30 4.01	4.38	4.13	2.58
	Fe I	Nil	361.8768 385.8292 0.990 0.420 -0.003 -0.970	3.55 0.73	1.33 1.28	3.85 2.74	2.25 0.68 4.00 4.54	4.06	2.85
	Fe I			364.7843	0.920	-0.194		3.29	1.33	3.72	2.24	4.00	4.09

Table 1 :

 1 1. Adopted stellar parameters and derived abundances. Carbon abundances were corrected for 3D

	Star	7kf	log g	É	[Fe/H]	[C/Fe]	[Ba/Fe]	[Sr/Fe]
	J1349-0229	6200	4.00	1.5	-3.0	+2.17 ± 0.04	2.26 ± 0.05	+1.35 ± 0.06
	J0912+0216	6500	4.50	1.5	-2.5	+ 1.53 ± 0.03	1.58 ±0.04	+0.53 ± 0.07
	J1036+1212	6000	4.00	1.4	-3.2	+0.98 ±0.13	1.26 ±0.03	-0.51 ± 0.04
	effects.							

  and because this star lies extremely close, in the HR-diagram, to HD 84937, the archétype of a star with measurable 6Li. Twenty one-hour exposures of HD 74000 were obtained with HARPS(Mayor et al. 

	2003) in service mode at ESO La Silla (Chile). We combined
	individual exposures into a single spectrum after realignment in
	wavelength compensating for the Earth's motion. The resulting
	spectrum has a S/N ratio of 600 per pixel and a spectral resolu
	tion of 120000. Section 2 deals with the observational study,
	whereas Sect. 3 is a 3D-NLTE study of the formation of the
	6708 À 6Li+7Li blend, essentially to investigate the asymmetry

in the line profile induced by the hydrodynamic motions. This aids in understanding the empirical results. Section 4 gives the conclusions of the work.

Table 1 .

 1 List of selected Fe I Unes.

	Mult.°W avelength	Xexc	Xion	Xexc	FWHM	EW
		(Â)	(eV)	(eV)	(km s-1)	(mÂ)
	536	6065.4822	2.608	5.294	0.129	13.1
	536	6137.6920	2.588	5.314	0.136	17.5
	465	6252.5554	2.404	5.498	0.135	14.7
	464	6393.6013	2.433	5.469	0.140	17.0
	464	6494.9805	2.404	5.498	0.142	30.4fc

Table 2 .

 2 Results of the fit to the observed Li I doublet of HD 74000.

	Type of fit	6Li/7Li°%	Shift*	Broadening	Goodness of fitc
			ms"1	km s"1	
	Empirical Prof.	-2.8	371	5.81	0.304
	Empirical Prof.	6.3	0d	5.15	0.002
	Empirical Prof.		372	5.77	0.316
	Symmetr. Prof.	2.3	412	5.92	0.272
	1D LTE	2.4	394	5.80	0.233
	3D LTEf	0.2	290	4.29	0.324
	3D NLTE4'	0.6	82	2.66	0.303

Table 3 .

 3 Atmospheric parameters of HD 74000.

	7W	log g	[Fe/H]	Ref.
	6375	4.00	-2.00	
	6320	4.50	-2.00	
	6126	4.01	-1.80	
	6040	4.20	-2.17	
	6392	4.27	-1.96	
	6109		-1.96	
	6203	4.03	-2.05	
	6216	4.09	-1.96	
	6025	4.10	-2.0	
	6040		-2.02	
	6190	4.13	-2.00	
	6090	4.00	-2.00	
	6184	4.13	-1.69	
	6224	4.50	-2.00	
	6341	5.19	-1.52	
	6090	4.15	-2.08	
	6211	3.92	-1.93	
	6090	4.35	-1.98	
	6146	3.90	-2.23	
	6072	4.2	-2.06	

  Table A.2. The Solar âges are calculated applying r-process fractions as given in Table A.3.

	X/Y	Object		Age		tf'Age
				[Gyr]		[Gyr]
	Th/Eu	HD 115444	11.7	10.4	12.3	14.6	6.9
	Th/Os	HD 115444	30.1	24.3			7.7
	Th/Eu	CS 22892-0521	14.8	13.4	15.4	17.6	6.4
	Th/Hf	CS 22892-052	27.7				7.4
	Th/Os	CS 22892-052	19.6	14.8			18.5
	Th/Eu	CS 22892-052	15.4	13.1	15.0	17.3	5.3
	Th/Os	CS 22892-052	24.4	18.6			5.1
	Th/Ir	CS 22892-052	25.8	19.1	25.2		12.9
	Th/Eu	CS 22892-052	12.1	11.7	13.7	15.9	4.8
	Th/Hf	CS 22892-052	24.6				6.1
	Th/Os	CS 22892-052	26.0	20.3			7.7
	Th/Ir	CS 22892-052	19.0	13.3	19.4		6.1
	Th/Eu	BD +17 3248	7.6	6.3	8.3	10.5	5.3
	Th/Os	BD+17 3248	27.7	22.0			6.1
	Th/Ir	BD+17 3248	20.7	14.0	19.1		7.7
	Th/Eu	HD 221170	11.7	10.4	12.3	14.6	4.2
	Th/Hf	HD 221170	21.9				2.9
	Th/Os	HD 221170	27.1	22.3			5.3
	Th/Ir	HD 221170	20.7	14.0	19.1		6.1
	Th/Eu	CS 31082-001	0.9	-1.5	0.5	2.7	2.9
	Th/Hf	CS 31082-001	15.2				8.0
	Th/Os	CS 31082-001	17.9	12.1			5.9
	Th/Ir	CS 31082-001	6.5	-0.2	5.9		4.1
	U/Th	CS 31082-001	16.6	13.3	14.6		5.9
	Th/Eu	HE 1523-0901	11.4	9.5	11.0	13.2	3.1
	Th/Os	HE 1523-0901	16.9	10.1			3.1
	Th/Ir	HE 1523-0901	18.0	12.3	17.4		3.1
	U/Th	HE 1523-0901	15.0				2.6
	Th/Eu	M51 K341	11.0	9.7	12.6	13.9	6.9
	Th/Eu	M51 K462	14.1	12.7	14.7	16.9	6.9
	Th/Eu	M51 K583	6.6	4.3	7.2	8.5	6.9
	Th/Hf	M4L1411	32.5				3.4
	Th/Hf	M4L1411	32.5				3.4
	Th/Hf	M4L1501	25.5				3.4
	Th/Hf	M4L1514	37.2				3.4
	Th/Hf	M4 L2406	32.5				3.4
	Th/Hf	M4 L2617	23.2				3.4
	Th/Hf	M4 L3209	30.2				3.4
	Th/Hf	M4 L3413	23.2				3.4
	Th/Hf	M4 L4511	27.8				3.4
	Th/Hf	M4 L4611	37.2				3.4
	Th/Hf	M5 IV-81	18.5				3.4
	Th/Hf	M5 IV-82	18.5				3.4
	Th/Eu	HD 108577	7.8	6.2	8.4	10.1	3.4
	Th/Eu	HD 115444	9.6	8.1	10.3	11.9	3.6
	Th/Eu	HD 186478	16.6	15.1	17.3	18.9	4.3
	Th/Eu	BD +82856	7.3	5.8	8.0	9.6	5.5
	Th/Eu	M92 VII-18	6.8	5.3	7.5	9.1	5.3
	Th/Eu	Sun	3.3	1.7	3.9	5.6	2.0
	Th/Hf	Sun	22.3				2.3
	Th/Os	Sun	14.1	8.6			4.9
	Th/Ir	Sun	10.1	4.0	9.6		4.9

Table A .

 A 2. r-Process production ratios.

	Reference		Production ratio /?	
		Th/Eu	Th/Hf	Th/Os	Th/Ir	U/Th
	Kratz et al. (2007)a	0.453	0.862	0.093	0.089	0.638

= 630.1501 nm, log gf= -0.12, x\o = 3.654 eV.

Note, that the values given in Table3ditfer from the values here since they are based on matching the line EW, not line profile fitting.

Asplund: Two comments:(1) InAsplund et al. (2004) we don't use équivalent widths but line profile fitting in 3D non-LTE. (2) One lias to be careful when comparing the Sun with the distribution of stars "with" and "without" planets. We don't know yet whetlier the "without planets" sample really don't hâve planets, only that they don't hâve "hot Jupiters" which the Sun of course does not hâve.Caffau: (1) Thank you for clarification. (2) Yes. I do not t.hink that the Solar oxygen abundance respect to the histograrn of stars with or without "hot Jupiters" can anyway solve the problem.

http://astrostatistics.psu.edu/statcodes/asurv
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In ESO period 65 (April-September 2000) the large programme 165.N-0276, led by Roger Cayrel, began making use of UVES at the Kueyen VLT telescope. Known within the Team and outside as "First Stars", it was aimed at obtaining high reso lution, high signal-to-noise ratio spectra in the range 320 nm-1000 nm for a large sample of extremely metal-poor (EMP) stars identified from the HK objective prism survey [3,4], The goal was to use these spectra to détermine accurate atmospheric parameters and Chemical composition of these stars which are among the oldest objects amenable to our detailed study. Although these stars are not the first génération of stars they must be very close descendants of the first génération. One may hope to gain insight on the nature of the progenitors from detailed information on the descendants.

The extremely metal-poor stars are very rare objects and finding them in large numbers requires specially designed surveys. Ail of the proponents of the large pro gramme had been actively working on the medium-resolution follow-up of the H K survey (results still to be published), from either ESO La Silla, Kitt Peak or Roque de los Muchachos. Such a follow-up is mandatory in order to obtain a good list of candidates on which one can invest the time of an 8 m telescope.

The programme was allocated a total of 39 nights between periods 65 and 68, these were split into 8 observational runs of unequal length. The main results of the large programme are published on a sériés of papers "First Stars" on A&A, so far 10 papers hâve been published, one is in press, a few more in préparation. In addition a number of papers not in the "sériés" hâve been The 0Z project (Cohen et al. 2004(Cohen et al. , 2008) ) has produced a data set similar to that of the "First Stars" project, it is therefore of some interest to verify how these data sets compare. Cohen et al. (2004) analysed a set of dwarf stars which is directly comparable to those analysed in the présent paper. The spectra were acquired with the HIRES spectrograph at the Keck I Telescope, at a resolu tion only slightly lower than our UVES-VLT data (34 000 rather than 45 000), and the S/N ratios are comparable. The équivalent widths were measured using an automatic code which fits gaussians, therefore the general philosphy of EW measurement does not differ front ours. In fact Cohen et al. (2008) observed two giant stars measured by Cayrel et al. (2004), and the équivalent widths compare very well (see figures 13 and 14 of Cohen et al. 2008, and related text). The two projects differ in the method used to fix the atmospheric parameters: we use the wings of Ha for dwarf stars, while the 0Z project relies on photometry to dérivé Teff. For surface gravity we use the iron ionisation equilibrium, while the 0Z project relies on theoretical isochrones.

We hâve also investigated the gf values used by the two projects, and they are very similar; the use of the one or the other set would not imply différences in the derived abundances smaller or equal to 0.02 dex.

Thus, part of the différences will dépend on the different adopted atmospheric parameters. There is no dwarf star in common between the two groups; thus it is not straightforward to compare the results of the two projects.

For the analysis the two projects use different model atmosphères and different line formation codes. We use MARCS model atmosphères and turbospectrum, while the 0Z project uses ATLAS models interpolated in the grid of Kurucz (1993), with the overshooting option switched on, and the MOOG code (Sneden 1973(Sneden , 1974(Sneden , 2007)). As we shall show below, the different choice of line formation is relatively unimportant, implying différences in the abundances of a few hundredths of dex; on the other hand the choice of ATLAS overshooting models implies abundances which are higher by about 0.1 dex for ail the models. Such a behaviour was already noticed by Molaro et al. (1995) for Li, but we show hère that it is indeed true for ail species.

In Table A. 1 we list the abundances for the star HE 0508-1555 derived by using the équivalent widths of Cohen et al. (2004) and their atmospheric parameters (Tcjr= 6365, log g = 4.4 and a microturbulent velocity of 1. brational band of the A2E -X2n electronic System computed from the lifetimes of Goldman & Gillis (1981). Instead the one in green has been computed using the line list of the OH A2!, -X2U computed by R.L. Kurucz and distributed through (http://wwwuser.oats.inaf.it/atmos/tarballs/molecules.tar.bz2).

star is -3.80, which compares very well with -3.77 given in Paper V. Note also that when using MARCS models (or ATLAS non-overshooting models) our atmospheric parameters achieve a slightly better iron ionisation equilibrium (0.03 dex) than the parameters chosen by Cohen et al. (2008, 0.06 dex). However since both these différence are much smaller than the line-to-line scatter it is impossible to chose which set of parameters is better by just looking at the iron ionisation equilibrium. As noted above most of these différences tend to cancel out when considering abundance ratios.

[Fe/H] Iron is the element for which the largest number of lines is measured and in this respect its abundance is more robust. For other éléments the différence between the values published in Paper V and an analysis by the 0Z Team may also reflect the different choice of lines. For instance for BS 16467-062 Cohen et al. (2008) measure 4 Mg i lines, while in Paper V we measured 8 lines, but used only 7 to dérivé the mean Mg abundance. The Mg lines in BS 16467-062 are ail weak; thus, the re-measurement of the Mg abundance using line profile fitting (see section 6.1) confions the abundances provided in Paper V.

We discarded Mg i 416.7271 nm because the abundance derived from this line deviates strongly from those derived from the other lines. The line is rather weak (0.75 pm as measured in our data or 0.68 pm as measured by Cohen et al. 2008), but even for these very weak lines the measurements are highly consistent. Thus the mean Mg abundance from our 7 lines is, as given in Paper V, 3.97, with a rather small scatter of 0.09 dex. On the other hand the mean Mg abundance from the four lines measured by Cohen et al.(2008), including Mgr 416.7271 nm, and using the atmospheric parameters and model of Paper V, is 4.15 with a rather large scatter of 0.33 dex. The mean Mg abundance for these four lines from our measurements is 4.12 with a scatter of 0.38 dex. Finally if we take the measurements of Cohen et al.(2008) and discard the Mgi 416.7271 nm line we obtain 3.99 with a scatter of 0.11, highly consistent with our published value in Paper V.

The three groups (First Stars, 0Z project, Lai et al.) hâve used different atmospheric parameters for this star, and the sensitivity of abundances to these is detailed in ail the three papers. In order to make a stringent comparison between the results of the three groups it is advisable to dérivé abundances from each set of EWs and gf values for a same model atmosphère and with the same spectrum synthesis code. We did so in and9. This probably reflects the fact that the First Stars spectra hâve a larger total wavelength coverage and a more uniform high S/N ratio across the spectra. This is due in part to the fact that UVES, as a two-arm spectrograph, covers roughly a 30% larger spectral range in a single exposure than HIRES, and in part to the large amount of telescope time invested in the First Stars project.

Once the Mg i line at 416.7 nm has been removed from the set of Cohen et al. the Mg abundance appears to be in remarkably good agreement, in spite of the much larger number of lines used by the First Stars team.

Appendix A: Veiling factors for a triple System

We dérivé here the expression for the veiling factors of a triple System which are a trivial extension of those for a double System, however since they are not readily found in any paper or book we know of, we provide them here for the reader's convienience.

We shall use the following notation: In any orbital phase we hâve:

Where the interval [START_REF] Prantzos | The energetics, évolution, and stellar déplétion of6Li in the early Galaxy[END_REF][START_REF] Evoli | The puzzling origin ofthe 6Li plateau[END_REF] includes the desired spectral feauture, which we assume to be isolated. Considering that the con tinuum fluxes can be assumed to be constant over the intégration interval this can be re-written as:

We now define the veiling factors as fi -(ci + C2 + C3)/c, and consider a phase in which the radial velocities are such that the line of of each component is isolated and not blended with the 

How we selected metal-poor stars

We selected in the SDSS Data Release 6 (SDSS-DR6), the objects classified as stars, for which photometry and spectroscopy are available. We considered the colour g-z, and, using the calibration Tcff [K] = 7126.7 -2844.2 (g -z) + 666.80 (g-z)2-H .724 (g -zŸ (Ludwig et al., 2008) to estimate the effective température. We selected in colours, in a way to hâve F-G stars and to avoid, as much as possible, white dwarfs. We initially selected ail stars with a dereddened colour -0. 3 < g -z < 0.7, corresponding roughly to the température range between 5500 K and 8000 K. At these quite high températures, the large majority of selected objects are Turn-Off stars, we thus assumed that ail stars in this sample hâve log g=4.0. We established a method, based on principles which we had previously employed for the analysis of high resolution spectra (Bonifacio & Caffau 2003), for determining the metallicity of a star based on the SDSS spectrum, with known gravity and température. The SDSS spectra available are low resolution (R~2000) but with a large spectral range of about 500 nm, including six Balmer Unes (H-£, H-e, H-d, FFy, H-fi, and H-a), the Mgi b triplet at 520 nm, the Ca u triplet at about 850 nm, and the Ca ii Fl and K lines. We optimised the procedure for metal-poor stars and selected the metallic features détectable in the spectra of low metallicity objects. We automatically détermine the metallicity of the stars by fitting these features. We used an ATLAS+SYNTHE grid with log g=4.0, températures in the range 5400-8000 K, with a step of 200 K, metallicities in the range [0.0,-3.0] with step 0.5 dex and metallicity of -4.0, and [ar/Fe]=0.4. Due to the penury of lines in low resolution spectra of metal-poor stars, the abundance obtained from any feature participâtes to the détermination of the metallicity.

For this reason we fixed the enhancement of a éléments to 0.4 dex. This implies that our metallicities estimâtes are inaccurate in the high-metallicity régime, but since our goal was to select EM P stars, this is not an issue. After a first pass of ail the sample (about 34 000 stars), we began to visually inspect the spectra of ail the lowest metallicity stars. It was clearly évident that the warmest part of our sample was dominated by white dwarfs and horizontalbranch stars, for which our metallicities estimâtes were wrong. By using the guidance of the lowest metallicity sample we concluded that a colour sélection 0.18 < g-z < 0.70, corresponding to effective températures between 5500 K and 6600 K, and u -g > 0.70 could exclude the majority of white dwarfs and horizontal branch stars. A few cool white dwarfs would anyway slip into the sample. The lowest metallicity bins, with a few hundred stars, were visually inspected to eliminate white dwarfs and other spurious objects (composite spectra, émission line galaxies, cool active stars). The final cleaned sample consists of about 26 000 objects, demanding few days of computer-time. We produced four plots for the visual inspection, with which we could understand if the selected objects are really metal-poor stars. We determined the carbon abundance from molecular lines which form in the outer layers of the stellar atmosphère. It is known that convection in metal-poor stars induces very low températures which are not predicted by classical 1D stellar atmosphères. To obtain the correct température structure, one needs full 3D hydrodynamical models. 3D carbon abundances were determined for ail three stars, using CCFBOLD 3D hydrodynamical model atmosphères. 3D effects on the carbon abundance are found to be quite significant for these stars, with 3D corrections of up to -0.7 dex. The C abundances derived from the 1D analysis were corrected for 3D effects (see Caffau et al. 2008, and référencés therein, for our définition of 3D corrections) using 3D model atmosphères computed with C03B0LD (Freytag et al. 2002, Wedemeyer et al. 2004). The 3D spectral synthesis calculations were performed with the code Linfor3D. The isolated CH features at 416.4 nm, 416.9 nm, 418.0 nm, and 418. There are two main effects that distinguish 3D from 1D models, the average température pro file and the horizontal température fluctuations. We quantify the contribution of both effects by introducing the 3D correction as: 3D -1D. The 3D corrections obtained for the three stars range from -0.5 to -0.7 dex, and hâve been already applied to the carbon abundances listed in Table 1.

Neutron-capture éléments

We dérivé strontium abundances for our stars using the Sr II 407.7 nm and 421.5 nm fines. The two stars with the highest carbon abundance exhibit overabundances of Sr from 0.5 to 1.35 dex, while the star with the lowest C abundance exhibits an underabundance of Sr by 0.5 dex. Barium is overabundant in ail three stars. The Ba abundances were estimated from the Ba il 493.4 nm and 614.1 nm fines. For the analysis we adopted the hyperfine splitting by [START_REF] Mcwilliam | Barium Ahundances in Extremely Metal-poor Stars[END_REF] and assumed a solar isotopic mix. The measured Ba and Sr abundances are listed in Table 1. The analysis was performed using 1D LTE models. themselves is adéquate to produce a 7Li plateau. The second problem concerns the difficultés met in accounting for the large amount of 6Li recently found in metal-poor halo stars (Asplund et al. 2006 [15]). It has already been suggested (Cayrel et al. 2007 [24]) that the convection-related asymmetry of the 7Li line could mimic the signal attributed so far to the weak blend of 6Li in the red wing of the 7Li line. However, this suggestion was only based on a hydrodynamical simu lation for a single set of atmospheric parameters, representing the halo tum-off star HD 74000. of the Li abundance at the lowest mean metallicities. Adapted from Bonifacio et al. 2007 [16] and Gonzalez Hernandez et al. 2008 [17].

The 6Li problem

Until 2006, only very few déterminations of the abundance of 6Li were performed. The ob servation is very difficult, the résonance line of 6Li being a weak doublet, blended with the corresponding doublet of 7Li, shifted by only 0.16 Â to the red of the 7Li line, and about 20 times weaker. The doublets are not resolved because of the thermal and turbulent broadening of the lines. So, the presence of 6Li is detected only by a slight extra dépréssion of the red wing of the unresolved 7Li feature (Fig. 3). A drastic change occurred with the paper by Asplund et al. 2006 [15], who published a set of 24 déterminations of 6Li abundances, based on high quality spectra acquired with ESO's VLT/UVES combination. The surprising resuit was a kind of 6Li plateau (top of Fig. 23 of their paper) at the level log«(6Li) ae 0.8. As clearly demonstrated by their Figure 23 this behavior does not fit the expectations based on cosmic ray (CR) production (again their Fig. 23, bottom). This resuit has immediately triggered new theoretical papers trying to explain the new 6Li plateau.

The pregalactic Cosmic Ray solution

Rollinde, Vangioni & Olive 2006 [20] hâve considered pregalactic cosmic rays generated by shocks around population III objects. By collisions between accelerated and at rest hélium nuclei, the so called a fusion process generates both Lithium isotopes by the reactions 4He(a, D)6Li and 4He(ct, p)7Li. This process works, but needs a very large fraction of the kinetic energy of population III SNe to be converted into CR energy, as noted by Prantzos 2006 [21] and Evoli et al. 2008 [22], It seems also difficult to produce a plateau -in the diagram log/z(6Li) vs. [Fe/H]in the hierarchical model of Galaxy formation of [START_REF] Evoli | The puzzling origin ofthe 6Li plateau[END_REF]. Other scénarios involving CR production hâve been proposed, but are exposed to similar critics.

The supersymmetric particle solution

See the list of references given in section 1.2, and paper by B. Fields (NIC-X, this volume).

OverView ofîhe lithium problem R. Cayrel" Table 1: Computed line asymmetry expressed as équivalent isotopic ratio 6Li/7Li (asym.), and 3D model properties: Teg-is the effective température, logg the surface gravity, [Fe/H] the metallicity, N the number of considered statistically independent snapshots, and X x Y x Z the geometrical extend of the computational box. Ail models use six wavelength bins to represent the wavelength dependence of the radiative energy exchange, and a grid of 140 x 140 x 150cells.

narrower and virtually symmetric. This explains why the 3D-LTE analysis of ALN06 differs from our 3D-NLTE analysis. There is a substantial différence in the two profiles, the 3D-LTE profile being a superposition of an asymmetric line (the part formed in the lower photosphère) and of a symmetric line (with a different shift) formed in the higher photospheric layers.

Clearly, the real situation is more complex than suggested by the simplistic picture outlined above. It is not only the distribution of the vertical velocity but also its corrélation with the tempér ature fluctuations that détermines the shape of the line profile. Moreover, horizontal motions also become important when integrating the line profile across the stellar disk.

OverView ofthe lithium problem R. CayreF

Conclusion

The level of the plateau attributed to 6Li in ALN06 [15] is affected by a bias which, when corrected, moves the plateau to a mean value of 6Li/7Liae 0.022. The study of the 7Li line asymmetry with a 3D-NLTE code on 3D hydrodynamical models obtained with the C05B0LD code leads to asymmetry signais of respectively 0.020, 0.021 for [Fe/H]= -3.0 and -2.0 respectively, at Teg -6250 K, logg = 4.0. Stars corresponding to the subsample of ALN06 with 6100 K< Teff < 6400 K, 3.7 < logg < 4.3,hâve a ratio n(6Li)/n(7Li) with a mean value of 0.021 (14 objects). For metallicity

[Fe/H]=-1, the predicted asymmetry signal is 0.037, and the observed value in ALN06 is 0.023, not a very good fit but the number of objects is only 4. The effect of the gravity is a decrease of the asymmetry by a factor of 2 when logg = 4.5 instead of 4.0. The only certain unevolved star in the ALN06 sample is HD 19445: observed signal: 0.002, asymmetry predicted 0.010. The conclu sion is that the plateau of the remarkable ALN06 set of observations can be reinterpreted without a contribution by 6Li. However, a detailed re-analysis of a few stars with the highest apparent 6Li

content is necessary before a final conclusion can be drawn for them.

Lithium in cool stellar atmosphères:

Big bang nucleosynthesis and extrasolar planets

Matthias Steffen and Elisabetta Caffau

The accurate spectroscopic détermination of the Lithium abundance and in particular the 6Li/7Li isotopic ratio in cool stellar atmosphères is of crucial importance for addressing questions about the big bang nucleosynthesis, the Chemical évolution of the Galaxy, mixing processes in stellar interiors, and the évolution of extrasolar planetary Systems.

On the observational side, measurements of 6Li/7Li Chapter 7

Radioactive dating of stars Among the abundances in metal-poor stars a spécial place is certainly held by the radioactive element Th. In principle its abundance can be used to détermine the âge of a star, provided the physics of its production, through the rapid neutron capture process is properly understood.

Unfortunately the détermination of Th abundances is not at ail straightforward.

To start with we analysed the thorium line visible in the solar spectrum, and the results are presented in chapter 3 and chapter 5. This line happens to sit on the red wing of a much stronger Fe-Ni blend. Due to the line profile asymmetry to obtain the correct solar Th abun dance this effect must be taken into account. With line profile fitting of a 3D synthetic profile, we obtained a solar photospheric abundance in agreement with the meteoritic value. We are currently in the process of studying the Th abundance also in metal-poor stars.

The détermination of the âges of the older stellar populations in the Galaxy is fundamental for constraining its buildup mechanisms and timescales. A variety of dating techniques has been developed, the vast majority relying on comparing the CMD of a stellar population against theoretical isochrones or "fiducial fines" derived from other observed populations (typically globular clusters). Long lived unstable isotopes of heavy éléments such as U and Th provide an independent method of determining stellar âges. Such éléments are generally produced through neutron capture (particularly r-process) and then decay. Their abundance at présent time provides thus a direct estimate of the time passed since they were produced, if their initial abundance can be inferred somehow. This is typically accomplished by measuring some other stable element with a common nucleosynthetic origin with the radioactive element. Eu has long been a typical choice, for its ratio against Th can be determined from r-process enrichment models (see François et al. (1993), Cowan et al. (1999), Ivans et al.

( ). Nevertheless, Eu présents some drawbacks as a cosmochronometric reference element: while easily measurable, its atomic mass is distant from the one of Th and U, which generally increases the uncertainties. In fact, one should be able to assume that decaying and reference element hâve formed in the same event, which, for heavy n-capture species, can be safely assumed only if the atomic masses of the two éléments are near to each other. This means in practise that, when a stable reference element is used, it should be as massive as possible. Recently, Hafnium (Hf, Z=72) has been indicated as a suitable stable reference element. The Hf pro duction rate via r-process is believed to be strictly tied to the one of thorium, so that their abundance ratio is almost constant regardless of the neutron density in the generating SN This thesis is about the détermination of elemental abundances in late-type stars by spectroscopy.

An important and in part innovative aspect of the presented work was the application of 3D hydrodynamical model atmosphères (calculated with the radiation-hydrodynamics code C05B0LD) and associated 3D spectral synthesis (with Linfor3D) in the analysis process. The abundance analyses were generally performed under the assumption of local thermodynamic equihbrium (LTE) but were accompanied by non-LTE studies in selected cases. Targets of our investigation were the Sun and extremely metal-poor stars for which abundances of éléments of interest were derived, and discussed in view of systematic différences between values obtained from hydrodynamical and standard hydrostatic model atmosphères, so-called 3D-1D abundance corrections. For the case of thorium in the Sun and lithium in HD 74000 we identified novel effects on the 3D-1D corrections. They are related to line shifts, Une asymmetries, and departures from LTE which we interpreted in detail. Eventually, we contributed to the calculation of 3D model atmosphères becoming part of the CEFIST 3D model atmosphère grid.

For the Sun, we determined the photospheric abundances of Li, C, N, O, P, S, Eu, Hf, and Th.

Except for Th, 3D-1D corrections we found to be usually rather small, and not décisive for the ongoing discussion about the solar métal content for which we obtained Z© = 0.0154. Our investigations point to the need for solar atlases of higher quality and for constraining cross sections of collisions with neutral hydrogen more accurately.

In metal-poor stars 3D-1D abundance corrections are often large due to the more pronounced gasdynamical effects on the photospheric température structure (cooling by convective overshooting).

A striking case exhibiting large 3D-1D corrections was the oxygen abundance of the components of the binary System CS 22876-032 from OH molecular lines.