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Résumé

L'origine du Système Solaire et de ses planètes est un vaste sujet ayant intéressé nombre de scientifiques depuis plusieurs siècles. L'hypothèse de la nébuleuse primitive, selon laquelle les planètes se formeraient lors du refroidissement d'un disque gazeux entourant le jeune Soleil, fut émise par Pierre Simon Laplace (1749-1827) et Emmanuel Kant (1724-1804) au 18ème siècle. Cette première formulation de la théorie de la formation des planètes postulait déjà que ces dernières sont un produit naturel de la formation des étoiles et constitue encore aujourd'hui la base des théories modernes de l'origine des systèmes planétaires.

Depuis, le scénario proposé par Kant et Laplace a été raffiné au moyen d'observations de plus en plus détaillées et de formulations théoriques de plus en plus poussées, aujourd'hui largement appuyées par le développement d'ordinateurs à la puissance de calcul croissante. L'observation du voisinage solaire a révélé que les étoiles se forment dans des régions "denses" du milieu interstellaire, appelées nuages moléculaires. Certaines portions de ces nuages s'effondrent sur elles-même sous l'effet de leur propre gravité. La pression et la température augmentent de manière importante lors de la contraction du nuage, particulièrement en son centre où une proto-étoile est finalement formée. La conservation du moment angulaire lors de l'effondrement entraine la formation d'un disque dans le plan perpendiculaire à l'axe de rotation. Les disques entourant les jeunes étoiles sont communément appelés disques proto-planétaire en référence au fait qu'ils sont le lieu de naissance des planètes. Ils sont de nos jours observés avec de grandes précisions qui permettent d'en distinguer les nombreuses structures (anneaux, bras spiraux, lobes et bien d'autres). Le temps de vie observé de ces disques autours d'étoiles de type solaire, qui est estimé à quelques millions d'années, contraint les échelles de temps de formation des planètes (tout du moins de celles ayant une atmosphère primordiale massive, comme les géantes gazeuses, qui a dû être attirée avant la dissipation du disque).

Une théorie cohérente de l'accrétion des planètes fut développée dans les années 50 et 60 par le théoricien russe Viktor Safronov et résumée dans son livre L'évolution du nuage proto-planétaire. Selon son hypothèse, la formation des planètes procède par l'accrétion d'objets plus petits, nommés planétésimaux, dont les populations de petits corps du Système Solaire, tels les astéroïdes et les comètes, seraient les représentants. Sur cette base, une théorie de l'accrétion des planètes géantes, commençant par la formation d'un noyau solide et suivie par l'accrétion d'une massive enveloppe gazeuse, fut construite. Les planètes telluriques sont quant à elles supposées s'être formées à la suite d'un épisode plus chaotique de violents impacts entre des embryons de masses similaires après la dispersion du disque proto-planétaire. Le mécanisme de formation de planètes par l'accrétion de planétésimaux permit ainsi de développer un scénario cohérent de la formation des planètes du Système Solaire.

Les planètes de notre système sont généralement accompagnées d'un ou plusieurs satellites naturels (également appelés lunes, par analogie avec le satellite naturel de la Terre). Parmi ces satellites, les satellites dits réguliers orbitent largement à l'intérieur de la sphère d'influence gravitationnelle de leur planète parente avec une eccentricité et une inclinaison, relative au plan équatorial de cette dernière, relativement faibles. Il est largement reconnu aujourd'hui que ces propriétés reflètent le fait que ces satellites se sont formés in situ. À l'opposé, des satellites irréguliers orbitent, de manière prograde aussi bien que rétrograde, autour des quatre planètes géantes du Système Solaire à de plus grandes distances orbitales, avec de larges eccentricités et inclinaisons. Ces objets ont certainement été capturés par les planètes depuis des orbites héliocentriques. Il est intéressant de noter que seules Mercure et Vénus ne possèdent pas de satellites réguliers connus à ce jour. La faible période de révolution de ces planètes ainsi que leur proximité au Soleil induiraient d'importantes forces de marées sur de putatifs satellites qui auraient de ce fait pu tomber à la surface de leur planète hôte il y bien longtemps. Il apparaît donc que la présence de satellites soit la règle plutôt que l'exception pour les planètes du Système Solaire. Il s'ensuit qu'une théorie valable de la formation des planètes doit aussi rendre compte de l'existence des satellites (ici et dans la suite de ce manuscrit, le terme satellite ou lune fait référence aux satellites réguliers des planètes).

Les systèmes satellitaires présentent une grande diversité aussi bien dans leur architecture que dans leurs propriétés physiques et il est donc difficile de concevoir que des événements et mécanismes similaires sont à l'origine de leur formation. Les théories actuelles semblent néanmoins converger sur un fait: la formation des satellites prend place dans les phases finales de l'accrétion des planètes et implique des disques circum-planétaires (ces derniers peuvent être consitués de débris solides ou être majoritairement gazeux). Dans le cas des planètes telluriques, les violents impacts qui se produisent lors de la collision d'embryons massifs peuvent arracher une partie de leur manteau, donnant naissance à un disque de débris au sein duquel une ou plusieurs lunes peuvent se former. En ce qui concerne les planètes géantes, les théories furent d'abord développées pour Jupiter et la formation de ses satellites dits Galiléens, au nombre de quatre. Les propriétés de ce système (présentées au Chapitre 2) ont depuis longtemps fait émerger l'idée qu'il constitue sous de nombreux aspects un Système Solaire miniature, et donc que les satellites se seraient formés dans un disque majoritairement gazeux, par analogie avec l'hypothèse de la nébuleuse de la formation planétaire. Dans les instants finaux de la formation de Jupiter, lorsque la planète s'est suffisamment refroidie et contractée, le moment angulaire du matériau qu'elle accrète est trop élevé pour que celui-ci tombe directement dans son enveloppe. Ce matériau forme au contraire un disque d'accrétion au sein duquel les lunes se forment. Appliquer cette théorie à Saturne (ainsi qu'Uranus et Neptune) se révèle compliqué étant donnée l'architecture très différente de son système de satellite et le fait que la composition de ces derniers semble décorrélée de leur distance orbitale, contrairement aux satellites Galiléens. Bien qu'on ne sache pas si les systèmes satellitaires des planètes géantes se sont tous formés dans un disque gazeux entourant leur planète hôte, le modèle développé par Robin Canup et William Ward au début des années 2000, dans lequel l'accrétion des satellites est régulée par l'apport de matériel accrété par la planète géante, a été assez largement accepté comme un scénario plausible de leur origine.

La découverte en 1995 par Michel Mayor et Didier Queloz de la première planète orbitant autour d'une autre étoile que le Soleil, ainsi que la quantité d'objets détectés depuis, ont levé le voile sur la grande diversité des systèmes planétaires extrasolaires. Il semble que les planètes les plus communes dans notre galaxie soient des super-terres, ayant des tailles une à quatre fois supérieures à celle de la Terre et des périodes orbitales typiquement inférieures à une centaine de jours. Il est notable qu'il n'existe dans notre Système Solaire aucun analogue à ces planètes, mais plus particulièrement, ces découvertes ont révélé que nous sommes encore loin d'avoir un cadre cohérent de la formation des planètes qui puisse rendre compte de la diversité des systèmes observés. Ce constat a motivé de nombreuses études théoriques de la formation des planètes, ainsi que des observations plus détaillées des disques proto-planétaires et la construction de nouveaux modèles de leur évolution. De larges progrès ont été réalisés lors des deux dernières décennies dans la compréhension de la formation des planétésimaux et les processus d'accrétion des planètes. Plus récemment encore, la vision largement acceptée de l'évolution des disques proto-planétaires a été remise en question, avec potentiellement de profondes conséquences pour notre compréhension de la formation des planètes et de leur évolution dynamique précoce. Néanmoins, les théories de formation des satellites furent peu révisées.

Le présent manuscrit expose, en anglais, les travaux réalisés au cours de trois années de thèse, tandis que chacun des chapitres est résumé ci-dessous en français.

Les études présentées dans ce document concernent principalement l'origine et la formation des satellites Galiléens et des satellites martiens Phobos et Deimos. Ces lunes sont les cibles de futures missions d'exploration spatiale dédiées spécifiquement à leur caractérisation, motivant ainsi l'intérêt particulier porté à ces objets durant cette thèse.

Chapitre 1

Ce chapitre d'introduction commence par une mise en contexte générale qui reprend essentiellement le texte ci-dessus, avec l'addition de quelques détails ainsi que des illustrations.

La suite du chapitre introduit des notions importantes pour la compréhension de la formation des planètes et de leur(s) satellite(s). Dans un premier temps, la structure des disques proto-planétaires et leur évolution sont présentées. Ces disques sont majoritairement constitués d'hydrogène moléculaire et d'hélium gazeux, les éléments plus lourds représentant uniquement une fraction d'environ un centième de leur masse. Le gaz est en rotation quasi-képlérienne autour de l'étoile centrale (une légère déviation est induite par le gradient de pression dans le disque) et la pression et la température du disque diminuent avec la distance à l'étoile. Le corps central accrète continuellement du matériel venant du disque, impliquant un transport de moment angulaire. Ce transport est généralement modélisé comme un processus visqueux. Néanmoins, la viscosité moléculaire étant bien trop faible dans les disques proto-planétaires, une viscosité effective est introduite dont l'origine, mal comprise, viendrait des mouvements turbulents à l'intérieur du disque. Quelques éléments de remise en question de ce modèle sont discutés.

Dans un second temps, l'évolution des poussières dans ces disques, qui sont à la base de la formation des planètes, est discutée. La dynamique des grains de poussière est contrôlée par leur couplage aérodynamique avec le gaz et dépend donc de leur taille. Les grains de poussière peuvent grossir par coagulation mais seulement jusqu'à une taille typiquement de l'ordre du millimètre au centimètre. En effet, plusieurs barrières s'opposent à la croissance des grains. Au-delà d'une certaine taille, la collision entre les poussières aura tendance à les fragmenter. Un autre effet vient de la dynamique des grains. Ces derniers ont tendance à spiraler vers l'étoile centrale et cette dérive radiale peut être plus rapide que l'échelle de temps typique sur laquelle les grains coagulent, limitant ainsi leur croissance. La formation de planétésimaux par l'effondrement de denses filaments de poussière dans les disques est brièvement discutée.

Dans la suite, un mécanisme d'accrétion de planètes, appelé "pebble accretion", récemment découvert et étudié est présenté. Celui-ci consiste à attirer les grains de poussières qui spiralent vers l'étoile centrale. La combinaison de la friction avec le gaz et de l'attraction gravitationnelle de l'objet qui grossit permet d'étendre très significativement la section efficace de l'accrétion comparée à la simple section géométrique. L'important flux radial de grains à travers le disque permet de former rapidement des objets massifs tels que les noyaux des planètes géantes. La croissance de proto-planètes via ce mécanisme est stoppée au-delà d'une masse critique au-dessus de laquelle la perturbation gravitationnelle de la proto-planète est suffisament importante pour altérer significativement le profil de densité du disque. Cette perturbation agit comme une barrière à la dérive des grains qui restent piégés à l'extérieur de l'orbite de la proto-planète. Comme présenté plus tard, ceci a également d'importantes conséquences pour la formation des lunes des planètes géantes.

Finalement, le chapitre termine par une discussion sur l'évolution dynamique des planètes géantes. Plusieurs mécanismes peuvent modifier l'orbite des planètes pendant ou après leur formation. Ce processus, appelé migration planétaire, joue un rôle essentiel dans l'architecture d'un système planétaire et la distribution des petits corps comme les astéroïdes.

Chapitre 2

Le second chapitre s'intéresse aux satellites Galiléens, Io, Europe, Ganymède et Callisto, orbitant Jupiter, l'origine de ces derniers constituant le propos principal de ce manuscrit. Les principales contraintes sur les conditions de formation de ces lunes sont passées en revue. Premièrement, les quatre Galiléens possèdent des masses globalement similaires. Le plus massif, Ganymède, a une masse environ trois fois supérieure à Europe, le moins massif des quatre satellites. La masse totale du système Galiléen ne représente qu'une infime fraction de la masse de Jupiter (≈ 2.1×10 -4 ). Si les Galiléens se sont formés dans un disque de composition solaire (c'est à dire avec un ratio de masse de matériaux solides comparé au gaz d'environ 0.01), alors un minimum d'environ 0.02 fois la masse de Jupiter est nécessaire à leur assemblage. Une autre des propriétés du système satellitaire est sa compacité. Alors que la sphère d'influence gravitationnelle de Jupiter a un rayon d'environ 744 rayons jovien et que la taille typique du disque circum-planétaire est supposée être de plusieurs centaines de rayons joviens, Callisto, le satellite Galiléen le plus éloigné de Jupiter, est à une distance orbitale d'à peine 26 rayons joviens. La densité des satellites décroît monotoniquement en fonction de leur distance orbitale, suggérant un gradient de la quantité d'eau contenue dans ces satellites. Finalement, il apparaît que Callisto est un corps seulement partiellement différencié, impliquant un temps de formation assez long pour éviter un chauffage trop important de son intérieur qui aurait entrainé une différentiation totale.

La seconde partie du chapitre présente une revue des principaux modèles de formation des satellites Galiléens. Ceux-ci sont généralement de l'une ou l'autre des catégories de modèle de "minimum mass subnebula" (MMSN) ou "gas-starved disk". Dans la première catégorie, il est supposé que le disque circum-jovien possède initialement la masse requise pour former les satellites. Ceci résulte en des disque assez denses et chauds autour de Jupiter et l'accrétion des lunes se fait dans un système isolé. Au contraire, dans les modèles "gas-starved", il est considéré que Jupiter accrète constamment du matériel à ses alentours ce qui nourrit le disque circum-planétaire durant la formation des satellites. De ce fait, plutôt que d'être présente à un même moment, la masse nécessaire à l'assemblage des satellites est fournie à mesure qu'ils se forment sur de longues échelles de temps. Dans ces modèles, la densité et la température du disque sont beaucoup plus faibles que dans les modèles MMSN. Alors qu'il apparaît difficile de reproduire la masse et l'architecture du système Galiléen avec les modèles MMSN, les modèles "gas-starved" ont eu plus de succès. Il serait même possible de former plusieurs générations de satellites dans le contexte de ces derniers modèles, les premières générations étant perdues dans Jupiter par migration des satellites dans le disque, et les satellites observés aujourd'hui seraient en fait les derniers survivants. Bien que ce scénario soit attractif, les chapitre 3 et 4 de ce manuscrit pointent du doigt des hypothèses de ce modèle qui semblent injustifiées ou erronées au regard de la compréhension actuelle de la formation planétaire.

Chapitre 3

Ce chapitre est le premier présentant des travaux originaux réalisés au cours de la thèse. Il présente l'étude de l'évolution de particules solides dans le disque circumjovien et discute de l'accrétion des satellites Galiléens à partir des grains qui dérivent rapidement dans le disque, comme présenté au chapitre 1.

Pour cette étude, un modèle de transport de particules, incluant la force de gravité du corps central, les forces de friction avec le gaz et la diffusion turbulente, a été développé. Un modèle thermodynamique permet quant à lui de suivre l'évolution de la température de surface des particules et d'en estimer le taux de sublimation. Ceci permet de suivre l'évolution dynamique des particules en fonction de leur taille ainsi que l'évolution de leur composition globale en terme de rapport de masse entre glace d'eau et roches. Les résultats sont discutés par rapport à la composition supposée des satellites Galiléens.

Les résultats révèlent que les corps les plus larges (avec une taille 10 km) sont capable de retenir d'importante quantité d'eau même dans les régions chaudes du disque où la glace d'eau est thermodynamiquement instable. Ceci est dû d'une part au fait que l'échelle de temps d'ablation d'un corps à une température donnée est proportionnelle à son rayon, et d'autre part au fait que la sublimation de l'eau, qui a une importante chaleur latente, est un processus endothermique qui refroidit efficacement la température de surface et rallonge l'échelle de temps d'ablation. Si les satellites Galiléens se sont assemblés à partir de tels objets, il est très probable que chacun d'entres eux ait accrété une quantité importante d'eau. Ceci impliquerait que Io, qui ne contient pas d'eau aujourd'hui, et Europe, qui contient moins de 10 % d'eau en masse, aient perdu de l'eau durant leur évolution suivant leur formation. Les particules avec une taille centimétrique à métrique sont quant à elles assez petites pour être complètement asséchées dans les régions internes du disque, bien que leur rapide dérive dans le disque leur permette de perdre graduellement cette eau le long de leur trajet dans le disque. Les particules de cette taille définissent ainsi trois régions bien distinctes en termes de composition qui peuvent directement correspondre à celle des satellites Galiléens.

Ce dernier résultat est intéressant dans le cadre d'un modèle "gas-starved". En effet, malgré l'hypothèse souvent considérée dans ces modèles que la croissance des satellites procède par l'accrétion d'objets assez larges (10-100 km de rayon), le disque circum-jovien est supposé être réapprovisionné par du matériel majoritairement gazeux et qui contient de petites poussières (probablement de tailles bien inférieures au millimètre). Dans ces conditions, il est difficile d'imaginer que les poussières puissent grossir en de larges corps de plusieurs dizaines de kilomètres, comme nous le montrons dans ce chapitre. Les poussières pourraient grossir jusqu'à des tailles de quelques centimètres à quelques mètres et dériveraient rapidement vers Jupiter due à la friction avec le gaz. Le mécanisme de "pebble accretion" est donc une bien meilleure description de la croissance des lunes dans le contexte d'un scénario "gas-starved". L'efficacité de la "pebble accretion" dans le système jovien est estimée, et il s'avère que tout au plus une dizaine de pourcents des "pebbles" qui dérivent seraient accrétés par les lunes. Cette faible efficacité augmente de manière significative la masse totale nécessaire à l'assemblage des lunes et rend l'hypothèse de la formation de multiples générations de satellites, comme pensé précédemment, très peu probable. Il devient au contraire nécessaire de stopper la migration des satellites dans le disque, ce qui conforte l'idée d'un disque tronqué par une cavité magnétique interne comme proposé par plusieurs auteurs auparavant. Plusieurs hypothèses sur lesquelles se basent les résultats présentés sont discutées.

Chapitre 4

Ce chapitre s'intéresse aux mécanismes d'approvisionnement de matériaux solides nécessaires à la formation des Galiléens dans le disque entourant Jupiter. Dans le contexte des modèles "gas-starved" de la formation des satellites, il est considéré que le gaz accrété par Jupiter dans les derniers instants de sa formation contient également des poussières qui vont permettre la croissance des lunes. Ceci fait des lunes un produit naturel de la formation des géantes gazeuses et l'on devrait trouver des systèmes assez semblables au système jovien autour de toutes les géantes gazeuses. Bien que Saturne, qui possède également un cortège de satellites réguliers dont Titan, une lune assez semblable aux satellites glacés de Jupiter, semble corroborer cette hypothèse, la compréhension actuelle de la formation des planètes géantes et de l'évolution des poussières dans les disques permet de douter sérieusement du mécanisme proposé. Les simulations numériques hydrodynamiques actuelles montrent que le matériel accrété par une planète d'une masse comparable à celle de Jupiter vient des hauteurs du disque et tombe verticalement vers la planète et son disque. D'un autre côté, la coagulation des grains de poussière et les forces de friction avec le gaz entrainent leur sédimentation vers le plan médian du disque proto-planétaire. Comme exposé dans le premier chapitre, dans le plan médian, la perturbation induite par la proto-planète agit comme une barrière pour la dérive des grains qui se trouvent stoppés. Le gaz accrété par Jupiter au moment de la formation de ses satellites devait donc être fortement appauvri en poussières et ce ne peut être la source principale des matériaux nécessaires à la formation des lunes Galiléennes.

Une autre source potentielle de solides dans le disque circum-jovien est la capture de planétésimaux depuis des orbites héliocentriques. Les planétésimaux qui passent assez près de Jupiter peuvent être freinés par friction avec le gaz en traversant le disque circum-planétaire et ainsi se retrouver sur une orbite liée à la planète géante. Plusieurs auteurs ont étudié ce phénomène auparavant. Néanmoins, ces études considèrent l'évolution de planétésimaux qui se trouvent dans le proche entourage de Jupiter, ce qui n'est pas très réaliste. En effet, bien avant l'époque supposée de la formation des satellites Galiléens, Jupiter a dû nettoyer son voisinage sous l'effet de son influence gravitationnelle.

Ici, nous proposons qu'un réservoir potentiellement massif de planétésimaux s'est créé à l'endroit où la dérive des grains est stoppée par la perturbation du disque gazeux induite par Jupiter. Ce réservoir est néanmoins situé trop loin de la planète pour que les planétésimaux soient efficacement capturés autour de Jupiter. Cependant, nous montrons que la formation du noyau de Saturne au sein de ce réservoir, ou bien sa migration dans le disque en direction de Jupiter, a pu disperser les objets du réservoir, permettant ainsi à une fraction d'entres eux d'être capturés dans le disque circum-jovien. Les objets peuvent être capturés en orbites prograde ou retrograde, à de larges distances orbitales et avec initialement de très grandes eccentricités. La friction avec le gaz en rotation quasi-Keplerienne autour de Jupiter fait rapidement spiraler les corps en orbite retrograde vers la surface de la planète géante. En revanche, les corps en orbite prograde voient leur eccentricité ainsi que leur demi-grand axe graduellement réduits par les forces de friction et finissent par avoir des orbites circulaires à des distances orbitales qui correspondent bien à l'extension actuelle des satellites Galiléens.

Contrairement à l'approvisionnement du disque en poussières, le mécanisme proposé dans ce chapitre lie la formation de lunes massives autour des planètes géantes à la présence d'autres objets massifs à proximité et prévoit donc que toutes les planètes géantes ne possèdent pas nécessairement de satellites comparables aux Galiléens. De plus, les simulations présentées dans ce chapitre révèlent que certains planétésimaux initialement dans le réservoir sont injectés dans le Système Solaire interne. Il est donc possible que certaines propulations d'astéroïdes glacés de la ceinture principale soient les représentants des briques élémentaires des satellites Galiléens. Comparer les données collectées par les futures missions spatiales JUICE et Europa Clipper avec les données précises fournies par les météorites collectées sur Terre pourrait permettre de tester la validité de ce lien entre astéroïdes et satellites joviens.

Chapitre 5

Dans ce chapitre, la question de l'origine des lunes de Mars, Phobos et Deimos, est abordée. Cette question est controversée car différentes propriétés de ces lunes pointent vers des conclusions contradictoires concernant leur origine. D'un côté, ces deux lunes possèdent des orbites quasi-circulaires et alignées dans le plan équatorial de Mars. De ce point de vue, ces objets sont donc des satellites réguliers qui se seraient formés autour de Mars. De l'autre côté, ces deux lunes ont des formes irrégulières et leurs spectres de réflectance ressemblent beaucoup à ceux d'astéroïdes primitifs que l'on peut trouver dans la ceinture principale. Leurs propriétés physiques pointent donc plutôt vers le fait que ces objets sont deux astéroïdes qui furent capturés intacts par Mars.

Plusieurs auteurs ont pointé les difficultés de réconcilier la capture de Phobos et Deimos avec leurs orbites actuelles. Une formation suite à un impact sur Mars, de manière analogue à l'événement supposé avoir donné naissance à la Lune, semble être le meilleur scénario de l'origine des lunes martiennes d'un point de vue dynamique et a reçu une attention grandissante ces dernières années. Cependant, il reste à expliquer pourquoi Phobos et Deimos ont des spectres semblables à des astéroïdes primitifs.

Une étude de la composition minéralogique des lunes qui se formeraient suite à un impact géant sur Mars ainsi que de la probable texture de ces minéraux est présentée. Les spectres de Phobos et Deimos, qui ne présentent aucune bande d'absorption dans le visible et le proche infrarouge, sont incompatibles avec la formation des lunes de Mars par un processus exactement similaire à celui de la formation de la Lune. Le fait qu'aucune bande d'absorption ne soit visible dans le spectre des lunes suggère que leur surface est dominée par des grains extrêmement fins, avec des tailles probablement inférieures au micromètre. En effet, si les grains à la surface sont beaucoup plus petits que la longueur d'onde dans lequel le spectre est mesuré, aucune bande d'absorption ne sera visible, quelle que soit la composition de ces grains. La présence de grains si fins est compatible avec la formation de Phobos et Deimos dans les régions externes du disque de débris formé suite à l'impact, où la faible pression a pu conduire à la condensation de matériaux vaporisés durant l'impact en grains de poussières fins. Ce type de condensation conduit généralement à la formation de grains avec des tailles typiques de quelques centaines de nanomètres. La ressemblance des lunes martiennes avec des astéroïdes primitifs serait ainsi dûe au fait que leurs spectres sont dominés par la présence de grains micro-ou sous-micrométriques à leur surface plutôt qu'à une composition similaire. Ce scénario permettrait ainsi de réconcilier les caractéristiques physiques et orbitales des lunes de Mars.

Chapitre 7

Ce dernier chapitre résume les travaux réalisés durant la thèse et leurs implications. Beaucoup de questions restent cependant en suspens, et certaines pistes à explorer dans le futur sont brièvement discutées.

Annexes

Les publications dans des journaux à comités de lecture sorties durant la thèse, au nombre de trois en tant que premier auteur et trois en tant que co-auteur, sont compilées dans les annexes et rangées par ordre chronologique de leur date de publication. 

Context

The origin of the Solar System and its planets is a vast subject that have attracted the interests of many scientists over centuries. The nebula hypothesis was proposed by Pierre Simon Laplace (1749-1827) and Immanuel Kant (1724Kant ( -1804) ) in the 18th century. They postulated that the atmosphere of the Sun was once much more extended and then substantially cooled down and contracted. The planets would then have condensed out of this cooling gas and rotate around the Sun due to conservation of angular momentum. This early formulation of the theory of the formation of planets already stated that these latter are naturally formed around stars and still constitutes the basis of modern theories of the origin of planetary systems.

The scenario proposed by Kant and Laplace has been refined over the past centuries with the help of more and more detailed observations, as well as theoretical efforts which have been supported by the development of increasingly powerful computers since the second half of the 20th century. It has been observed that stars are born in overdense regions of the interstellar medium, known as molecular clouds (figure 1.1 shows a picture of the Orion nebula, one such region where star formation is ongoing). Parts of these massive clouds collapse under the effect of their own gravity. The pressure and temperature increase upon the contraction of the cloud, especially at the center where the protostar is eventually found. The conservation of angular momentum during the collapse results in the formation of a disk in the plane perpendicular to the rotation axis. The disks surrounding young stars are generally referred to as protoplanetary disks as they are the birth place of planets and are nowadays observed at increasing resolution, unveiling their many features (rings, spiral arms and lobes; see figure 1.2 for an example). Around solar mass stars, protoplanetary disks have a typical mass of a few 10 -2 to 10 -1 that of their primary and a lifetime of a few million years before being (probably) blown away by their central star from the inside out, constraining the timescale of planet formation (at least those planets with a substantial primordial atmosphere, such as gas giants).

The theory of planetary accretion, starting from dust to planetesimals (e.g., ∼km sized objects) and massive planets, was laid out by Viktor Safronov during the 1950s and 1960s and summarized in his book, The evolution of the protoplanetary cloud. The core accretion model for giant planets formation was constructed within this framework over the following decades, where a solid core builds up first, followed by the accretion of a massive envelope of gas. On the other hand, the final assemblage of the terrestrial planets is thought to proceed through a more chaotic phase of giant impacts among roughly similar sized embryos after the dispersal of the protoplanetary disk. Overall, the mechanism of planetary growth through the accretion of smaller planetesimals provided a good understanding of the formation of the Solar System's planets (although Safronov pointed out already that the growth of Neptune at an orbital distance of 30 astronomical units-au, defined as the orbital distance of the Earth ∼ 1.5 × 10 11 m-would be unacceptably long).

Within the Solar System, the planets are usually accompanied by one or several satellites (or moons). Among these satellites, the regular satellites are those which orbit well within the gravitational sphere of influence of their parent planets with relatively low eccentricities and low inclinations with respect to the equatorial plane of their primary (figure 1.3; not to scale). These characteristics are believed to reflect the fact that these satellites formed in situ on such low inclination and eccentricity orbits. Irregular satellites, on the other hand, are found around all giant planets of the Solar System on wider, either prograde or retrograde orbits, with generally high eccentricities and inclinations, and are thus believed to be captured objects. It is worthwhile to note that Mecury and Venus are the only planets that do not possess regular satellites but tidal interactions of any existing moons with these planets would have driven their rapid orbital decay towards the surface of their primary (see, e.g., [START_REF] Burns | Where are the Satellites of the Inner Planets[END_REF]. Therefore, the ubiquitous presence of regular satellites around the planets of our Solar System entails that any good theory for the formation of planets must account for the existence of their satellites (unless otherwise specified, the subsequent use of the term satellite or moon will refer to regular satellites of the planets).

The satellite systems exhibit a wide diversity in their architecture and properties and it is then difficult to conceive that the exact same events and mechanisms are responsible for their formation. The current theories however seem to converge on one fact, satellites formation takes place in the final stages of accretion of the planets and involves circum-planetary disks (these latter might be mainly constituted of Chapter 1 Figure 1.3: An overview of the planets of the Solar System (and Pluto) and their regular satellites systems. On the right of each system, the putative formation mechanism of the satellites is mentioned. Planets and satellites are not to scale but satellites are roughly to scale with one another. The distance relative to the center of the planet is approximately the orbital distance of the moons expressed in radii of their primary, except for the Moon which orbits far from the Earth and could not fit. Neptune's system includes outermost Triton although this satellite is thought to be a captured object due to its retrograde motion.

Chapter 1 solid debris or dominated by gaseous material). In the case of terrestrial planets1 , the violent impacts among massive embryos in the final stages of their accretion can strip part of the mantles of the target and the impactor, resulting in a disk of debris out of which one or several moons can form. In the case of giant planets, theories were first developed for Jupiter and the Galilean system of satellites (shown on figure 1.3). The properties of this system (see Chapter 2) has led to the idea that it is in many regards a miniature Solar System, hence the satellites would have formed out of a mainly gaseous disk, similarly to the nebula hypothesis of planetary formation. In the last stages of Jupiter's formation, as the planet substantially cooled down and contracted, the angular momentum of the material accreted by the giant planet prevented its direct fall onto Jupiter's envelope and it would instead form an accretion disk within which the satellites formed. Applying this theory to Saturn has proven difficult given the very different architecture of its satellite system and the fact that the composition of the satellites do not seem to correlate with their orbital distance. We note in this regard that recent theories propose that moons can be tidally spread out of planetary rings, resulting in an architecture which is consistent with the satellite systems of Saturn, Uranus and Neptune. The origin of rings that are massive enough to account for the present day satellites remains however elusive in this scenario. Despite the fact that the origin of the different architectures of the satellite systems of the giant planets is unclear if they all formed within a gaseous disk surrounding their parent planet, the framework developed by Robin Canup and William Ward in the early 2000s, where the growth of satellites is regulated by the inflow of the material accreted by the giant planet, has been well accepted.

The discovery of the first planet orbiting an other star than the Sun in 1995 by Michel Mayor and Didier Queloz, and the plethora of objects detected since then, unveiled the great diversity of extrasolar planetary systems. It seems that the most common type of planets are the so-called super-earths, with sizes 1-4 times that of the Earth and orbital periods that are usually shorter than about a hundred days. It is notable that we have no analogues of these planets in the Solar System but most of all, these discoveries pointed out to the fact that we are far from having a consistent picture of planetary formation that can account for the observed diversity of systems. This renewed the interest in planet formation theories and motivated the observation of protoplanetary disks and better models of their evolution. Several breakthroughs have been made over the past two decades regarding mechanisms of planetesimal formation and planets growth. More recently, the admitted picture of protoplanetary disks evolution has been questioned, which might have profound implications for our understanding of planet formation and Chapter 1 their early dynamical evolution. In spite of this, theories for satellites formation remained mostly untouched.

In the remainder of this chapter, we provide further details on topics relevant to the formation of planets, with special emphasis on giant planets, as the formation of their moons is tightly linked to their own accretion history.

Mechanisms of planetary formation

In this section, the main theories for the formation of planets are presented with an emphasis on the most recent theories of accretion and the formation of giant planets, which are of peculiar interest to understand the formation of their satellite systems. Some of the caveats of these theories are also briefly discussed.

Protoplanetary disks

Planets form in disks surrounding young stars in the earliest phases of their formation. These protoplanetary disks, which are now routinely observed (e.g., [START_REF] Dutrey | Physical and Chemical Structure of Planet-Forming Disks Probed by Millimeter Observations and Modeling[END_REF], are mainly gaseous with hydrogen (in its molecular form H 2 ) and helium (He) being their main components and only a small fraction of their masses (of the order of 1%) being heavier elements that might be found in condensed form (e.g., dust and ice) and will eventually build solid planets. Young stars are observed to accrete material from their disk (see [START_REF] Hartmann | Accretion onto Pre-Main-Sequence Stars[END_REF], for a review), implying transport of angular momentum within the disks and revealing that protoplanetary disks evolve with time. Understanding the structure and evolution of protoplanetary disks is crucial to the understanding of many aspects of planetary formation. However, modelling the detailed physics that drive the evolution of disks has proven difficult and the mechanism of angular momentum transport in protoplanetary disks, although being the subject of extensive research, remains elusive [START_REF] Turner | Transport and Accretion in Planet-Forming Disks[END_REF].

Some simplified models try to capture the main effects of the evolution of disks, namely the evolution of the mass and temperature which are of primary interest for the formation of planets, with all the detailed physics hidden behind some parameters that may be varied. The most widely used of such models is the α-viscous disk. The interest in viscous disks comes from the fact that the gas in the disk is approximately rotating around the central star at Keplerian speed v K = (GM/r) 1/2 (where G is Newton's constant of gravity and M is the mass of the central star) so that any inner annulus of gas rotates faster than its neighbouring outer annulus. In the presence of viscosity, viscous stresses arising from the differential rotation will tend to accelerate the outer annulus of gas whereas the inner one will be decelerated. The result is therefore an outward transport of angular momentum, thereby Chapter 1 allowing mass to be transported inward which constitutes the basis of an accretion disk. The viscous evolution of disks was first described by Lynden-Bell and Pringle (1974).

The first step in these simple models is to reduce the problem to only one (radial) dimension by assuming the disk is axi-symmetric and deriving a simple vertical structure of the disk. The most basic approximation can be derived assuming the disk is vertically isothermal and thin (i.e., the radial scale of the disk is much larger than its vertical scale). Then, the balance between the gravity of the central star and the pressure gradient force in the vertical direction yields

c 2 s dρ g dz = -ρ g z GM r 3 , (1.1)
where c s is the isothermal sound speed of the gas and ρ g its mass density. Integrating the above equation allows to derive the vertical distribution of gas

ρ g = ρ 0 exp - z 2 2H 2 g , (1.2)
where ρ 0 is the density at the midplane of the disk (i.e., at z = 0) and H g ≡ c s /Ω K is the scale height of the disk, with Ω K = (GM/r 3 ) 1/2 the Kepler frequency. With this vertical structure in hand, the global radial evolution of the disk can be followed, defining its surface density as the vertically integrated column density

Σ g (r) = +∞ -∞ ρ g (r, z) dz. (1.3)
From the equation of mass continuity

r ∂Σ g ∂t + ∂ ∂r (rΣ g v r ) = 0, (1.4)
and the equation of conservation of angular momentum

Σ g v r ∂ ∂r (r 2 Ω K ) = 1 r ∂ ∂r (r 2 T rφ ), (1.5)
where

T rφ = Σ g νr(∂Ω K /∂r)
is the viscous shear stress and ν is the viscosity, the equation governing the evolution of the surface density of the disk is [START_REF] Pringle | Accretion discs in astrophysics[END_REF])

∂Σ g ∂t = 3 r ∂ ∂r r 1/2 ∂ ∂r (νΣ g r 1/2 ) . (1.6)
This equation can be solved numerically (given a viscosity and initial conditions) to follow the viscous evolution of the disk. The general picture is that the disk spreads both inward and outward on the viscous timescale τ visc ∼ r 2 /ν and its
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surface density decreases with time as mass is accreted onto the central star. At this point however, nothing was said about the viscosity of the disk. The molecular viscosity within protoplanetary disks is far too low to account for the observed accretion rates and typical lifetime of circumstellar disks (3-5 My). A possible solution is that turbulence within the disks provide an effective viscosity that could be much larger than the molecular viscosity. The source of turbulence is highly debated however (see e.g., [START_REF] Turner | Transport and Accretion in Planet-Forming Disks[END_REF]. A common approach, proposed by Shakura and Sunyaev (1973), is to assume that turbulent eddies that would provide the viscosity have a size and velocity that are a fraction of typical length scales and velocities within the disk, namely the sound speed c s and scale height of the disk H g . Therefore, the viscosity of the disk may be written as

ν = αc s H g , (1.7)
where the dimensionless α parameter is a measure of the turbulence level in the disk and its value would range 10 -4 -10 -2 within protoplanetary disks. We discuss the relevance of this parametrization at the end of this section. In these viscous disks, the main source of energy comes from viscous dissipation. A balance between the energy provided by viscous dissipation and that radiated at the photosphere of the disk yields the following equation for the photospheric temperature (e.g., Armitage 2009),

σ SB T 4 e = 9 8 νΣ g Ω 2 K , (1.8)
where σ SB = 5.67 × 10 -8 W m -2 K -4 is Stefan-Boltzmann's constant. To determine the temperature at the midplane of the disk (where the planets will form), its opacity should be considered and complicated radiative transfer calculations must in principle be performed. It is nevertheless convenient to consider some simpler analytic estimates, especially when the global evolution of disks on long timescales is of interest. [START_REF] Nakamoto | Formation, Early Evolution, and Gravitational Stability of Protoplanetary Disks[END_REF] derived the following expression for the midplane temperature, (1.9) where τ R and τ P are the Rosseland and Planck mean optical depths, respectively. The optical depth from the midplane to the surface of the disk can be approximated by

T 4 m = 3 4 τ R + 1 τ P T 4 e ,
τ R = κ R Σ g 2 , (1.10)
with κ R the Rosseland mean opacity of dust grains and assuming that it is constant in the vertical direction. The Rosseland mean opacity is generally given in the form of power laws which depend on both the temperature and density of the disk, κ R = κ 0 ρ m g T n m , and the slopes depend upon the composition of the dust (e.g., [START_REF] Pollack | A calculation of the Rosseland mean opacity of dust grains in primordial solar system nebulae[END_REF]. The Planck mean optical depth is assumed to be τ P = 2.4τ R [START_REF] Nakamoto | Formation, Early Evolution, and Gravitational Stability of Protoplanetary Disks[END_REF]. Due to the fact that the temperature of the disk depends on the viscosity, which itself depends on the temperature in the α-model, the equations of the evolution of the surface density and temperature must be solved together in a self-consistent manner.

A good proxy for these kind of viscous disks models is the work by Hueso and Guillot (2005) and that by [START_REF] Baillié | Time Evolution of a Viscous Protoplanetary Disk with a Free Geometry: Toward a More Self-consistent Picture[END_REF], to name a few. Figure 1.4 shows the evolution of the surface density and midplane temperature as given by the viscous disk model of [START_REF] Baillié | Time Evolution of a Viscous Protoplanetary Disk with a Free Geometry: Toward a More Self-consistent Picture[END_REF]. Both quantities are decreasing functions of the distance to the star and time. Such profiles have important implications for the evolution of the dust, in terms of dynamics as well as in terms of composition, and in turn on the formation of the planets. Obviously, the outwardly decreasing temperature implies that (at any time) more and more volatile species can be found in condensed form as one is moving away from the star, whereas the overall cooling of the disk over time suggests that the regions where given condensates can be found move inward. Of primordial importance is the limit where water ice is stable within the disk, the so-called snowline. Water is inferred to have been one of the most abundant species in the Solar System's protoplanetary disk [START_REF] Lodders | Solar System Abundances and Condensation Temperatures of the Elements[END_REF]) and hence constitutes a large reservoir of mass available in solid form beyond the snowline. Moreover, icy grains have different sticking properties as compared to silicate grains which could be important for the growth of objects as discussed in the next section.

Although such simple models are convenient to set the background of planetary formation theories and models, their relevance is questionable. The so-called
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Magneto-Rotational Instability (MRI; [START_REF] Balbus | A Powerful Local Shear Instability in Weakly Magnetized Disks. I. Linear Analysis[END_REF], arising in differentially rotating weakly magnetized fluids, has been the most trendy mechanism for angular momentum transport in protoplanetary disks. 3D simulations of small portions of disks under the assumption of ideal magnetohydrodynamics (MHD) showed sustained turbulence and outward transport of angular momentum with effective viscosity consistent with that inferred for protoplanetary disks [START_REF] Hawley | Local Threedimensional Magnetohydrodynamic Simulations of Accretion Disks[END_REF]. However, the MRI is only effective if the magnetic field in the disk can couple with the gas. Resistive (or Ohmic) dissipation can suppress MRI if the ionization level of the disk is too weak, which is expected in most parts of protoplanetary disks. This lead to the idea of layered disks [START_REF] Gammie | Layered Accretion in T Tauri Disks[END_REF] where turbulent transport of angular momentum would be efficient only in the most inner parts of the disk, where thermal ionization is effective, and in the upper layers, where cosmic rays ionization is effective. This already calls for a revision of the standard α-disk model, showing that a more realistic evolution of the disks should be described with a both radially and vertically varying α value. More critically though, the most recent numerical investigations of the structure of protoplanetary disks include full non-ideal MHD terms, notably the Hall drift which is the dominant non-ideal effect in the planetary formation regions (between 10-20 au), and show that the evolution of disks might be significantly different than previously thought (e.g., Béthune et al. 2016, 2017[START_REF] Bai | Global Simulations of the Inner Regions of Protoplanetary Disks with Comprehensive Disk Microphysics[END_REF]). These studies reveal that the disks are in fact largely laminar, though exhibiting complicated flow structures, and that accretion is mainly driven by magnetic winds launched at the surface of the disks with mass loss rates comparable to mass accretion rates onto the star. The angular momentum is therefore transported vertically by the winds and the evolution of such disks cannot be described with viscous models where angular momentum is transported radially outward. This different picture of the evolution of disks might have profound implications for our understanding of planet formation but also for the formation of satellites around jovian planets as those are thought to originate from circum-planetary disks which are currently mostly described with α-disk models.

The evolution of dust

In the previous section we briefly described the structure of protoplanetary disks. Although their evolution remains uncertain, the radial decrease of density and temperature is a robust feature (see however [START_REF] Takeru | Evolution of protoplanetary discs with magnetically driven disc winds[END_REF], and it is interesting to discuss how dust would evolve in protoplanetary disks as this is a main component of the formation of planets. For simplicity, it was assumed in the previous section that gas was rotating at Keplerian speed v K , which is a good approximation to describe the global evolution of the gas but must be alleviated to understand the dynamics of dust grains. In fact, protoplanetary disks are pressure supported. The Chapter 1 global pressure gradient within the disk results in an outwardly directed radial force that counteracts the gravitational pull from the central star. The orbital velocity of the gas is therefore .11) with the pressure P = c 2 s ρ g . For reasonable disk parameters, the deviation from Keplerian speed is only of the order of a few 10 -3 . But even this tiny deviation from Keplerian rotation has an important effect on the dynamics of the dust.

v g ≡ v K -ηv K ≈ v K + 1 2 c 2 s v K ∂ ln P ∂ ln r , ( 1 
Dust grains embedded in a protoplanetary disk do not feel the pressure support and tend to rotate at the Keplerian speed, hence slightly faster than the gas. Therefore, dust grains feel a constant headwind and will tend to spiral in toward the star, which is known as the radial drift. The acceleration due to the drag force experienced by a particle might be expressed as

a drag = - 1 t s (v d -v g ), (1.12)
where v d is the velocity of the particle, v g that of the gas, and t s is the stopping (or friction) time which expresses the time needed for the drag to bring the velocity of the particle to that of the gas.

In the case of small particles (relative to the mean free path of the gas), the stopping time is given by the simple relation known as the Epstein drag law (e.g., Weidenschilling 1977)

t s = ρ s a ρ g v th , (1.13)
with ρ s the internal density of the dust grain, a its size and v th = 8/πc s the thermal velocity of the gas. It is convenient to describe the aerodynamic coupling of the dust with the gas through the dimensionless Stokes number, St = t s Ω K .

Particles with similar Stokes number will have similar dynamics. The radial velocity of a dust particle due to gas drag is (Weidenschilling 1977)

v r,d = - 2St St 2 + 1 ηv K , (1.14)
where we have neglected the drag due to the radial velocity of the gas itself. The particles that will drift inward the most rapidly are those for which the Stokes number is close to unity. Recall that η is of the order of a few times 10 -3 , the drift timescale, τ drift ≡ r/v r,d , for the particles with St ∼ 1 is of the order of ∼10 2 -10 3 Ω -1 K . This is short ! At 1 au, the typical lifetime of a protoplanetary disk is of the order of 10 7 Ω -1 K . Small (St 1) and large (St 1) particles do not experience substantial radial drift, although for different reasons. Small particles Chapter 1 are very tightly coupled to the gas and will therefore rotate at the same subkeplerian velocity than the gas, it is their azimuthal motion that is mainly affected. Large objects on the other hand are hardly affected by gas drag and will mostly have their eccentricity and inclination damped by gas drag.

The friction with the gas also affects the vertical motion of the dust particles. Even assuming that the gas has no vertical velocity (i.e., perfect hydrostatic equilibrium), a dust particle experiences a vertical acceleration

z = - v z,d t s -Ω 2 K z (1.15)
and will settle towards the midplane of the disk on a timescale [START_REF] Chiang | Forming Planetesimals in Solar and Extrasolar Nebulae[END_REF])

t sett ∼ 2St 2 + 1 St Ω -1 K .
(1.16)

The particles with St ∼ 1 are again those that will settle the most rapidly, on a timescale comparable with their orbital timescale which is shorter than the timescale for their radial drift. The dynamics are generally shorter (by a factor ∼ η -1 ) in the vertical direction than in the radial direction. However, turbulence can diffuse particles in both the radial and vertical direction, thus preventing dust particles to settle into an infinitely thin layer at the disk midplane (see Chapter 3 for more details on turbulent diffusion). By equating the vertical diffusion timescale of particles with their settling timescale, Youdin and Lithwick (2007) derive an expression for the scale height of the dust layer,

H p = α St + α H g , (1.17)
with α the turbulence parameter of the disk. Particles with St 1 are prone to diffusion and settle on rather long timescales so that their vertical distribution is similar to that of the gas. As St becomes comparable or even larger than α, settling is efficient and particles reside close to the midplane, which has important implications for the formation of planetesimals and the growth of planets. Now that we have established that the dynamics of dust largely depends on their aerodynamic properties, we need an estimate of the expected sizes of dust grains within protoplanetary disks. The initial size of the dust grains would likely be comparable to what is observed in the interstellar medium, grains with typical sizes of 0.1-1 µm. However, once embedded in the disk, the grains will grow by mutual collisions on timescales (e.g., Birnstiel et al. 2012)

τ coag = a ȧ ≈ ( d Ω K ) -1 , (1.18)
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Figure 1.5: Snapshots of the dust surface density distributions as a function of radius and grain size from (Birnstiel et al. 2012). The solid and dashed lines show the maximum grain sizes inferred from the fragmentation and drift barriers, respectively. The dotteddashed line shows the maximum size limited by the coagulation timescale of the grains.

The simulated disk has a turbulent parameter α = 10 -3 and the fragmentation velocity threshold was set to u f = 10 m s -1 everywhere.

where d = Σ d /Σ g is the vertically integrated dust-to-gas mass ratio of the disk (a typical value is d = 10 -2 ). The collisional growth of dust grains cannot proceed indefinitely and suffers some important barriers. First, if two dust grains encounter each other at a relative velocity above a certain threshold velocity u f , they will fragment instead of sticking together. [START_REF] Ormel | Closed-form expressions for particle relative velocities induced by turbulence[END_REF] derived the approximate relative velocities between similar-sized particles due to turbulent motion,

∆v = √ 3αStc s , (1.19)
where α is the turbulent parameter of the disk as defined in the previous section.

The relative velocity among the dust grains hence depends on their Stokes number so that they cannot grow much above the point when ∆v = u f . This can be directly translated into a maximum Stokes number due to the fragmentation barrier

St frag = 1 3 u 2 f αc 2 s .
(1.20)

The exact value of u f would depend on the size and porosity of the dust particles as well as on their composition on a complicated way. Typically, a velocity threshold u f = 1 m s -1 for silicate dust and u f = 10 m s -1 for icy grains (which are stickier than silicate dust grains) is often assumed (e.g., Morbidelli et al. 2015a, Ida andGuillot 2016).

Another important limiting effect for dust growth is the radial drift. If the drift timescale of dust particles is shorter than their coagulation timescale they will move inward and be locally removed before having time to grow further. The maximum Stokes number particles can reach before being removed by radial drift can be estimated by equating τ drift and τ coag , which gives,

St drift ≈ 1 2 d η -1 . (1.21)
At a given distance from the star, the maximum size of the dust grains can therefore be inferred by considering the minimum value between St frag and St drift which translates into (e.g., Birnstiel et al. 2012)

a max = min[St frag , St drift ] 2Σ g πρ s .
(1.22)

In principle, dust grains have a size distribution whose maximum is limited by either of these growth barriers. Figure 1.5 shows the resulting distributions obtained by Birnstiel et al. (2012) with a complete model of dust coagulation, fragmentation and drift along with the analytically inferred size limits provided by fragmentation and drift. Such models are computationally expensive but interestingly, Birnstiel et al. (2012) shows that the overall results can be well reproduced using a representative size approach. It consists in following the evolution of a single size dust population which traces well the evolution of the full size distribution. By comparing with the results of their full simulations, Birnstiel et al. (2012) find that the representative size is slightly below the maximum theoretical size and is approximately 0.37a frag and 0.55a drift in the fragmentation and drift limited regimes, respectively.

The evolution of the dust surface density follows from the same kind of equation as the gas surface density presented in the previous section. In the representative size approach it is given by a single advection-diffusion equation (e.g., Birnstiel et al. 

2012)

∂Σ d ∂t + 1 r ∂ ∂r r Σ d v r,d -D g Σ g ∂ ∂r Σ d Σ g = 0.
(1.23)

In the above expression, D g is the gas diffusivity generally approximated as D g = ν with ν the turbulent viscosity as defined in the previous section. In principle, the dust diffusivity is given by (Youdin and Lithwick 2007)

D d = D g 1 + St 2 .
(1.24)

However, for dust grains with Stokes number below unity, and also considering the fact that the smaller dust grains will dominate the diffusion term, using the gas diffusivity is a good approximation for the representative size approach (see Birnstiel et al. 2012, for a less hand-waving justification). Figure 1.6 shows the result of numerical integration of equation 1.23 on a background steady-state gaseous disk where the size of the dust grains was determined at each radial bin and each timestep by considering the fragmentation and drift barriers and selecting the appropriate representative size. The evolution of the dust-to-gas mass ratio d is shown on the left panel whereas the right panel shows the evolution of the dust size, starting as µm dust grains growing on a timescale τ coag with d = 10 -2 everywhere initially. Due to growth and subsequent rapid inward drift of the dust particles, the outer regions of the disk are depleted while the inner regions are substantially enriched in dust as shown by the evolution of d . For an initial metallicity ε = 0.01 the drag exerted by the dust particles is too weak to allow for an efficient clumping. For the other cases, self-gravity of the dust would yield to the collapse of gravitationally bound clumps. Simulations were performed by [START_REF] Johansen | Planetesimal Formation Through Streaming and Gravitational Instabilities[END_REF].

Of primordial interest for the growth of planets is the overall dust mass flux through the disk, Ṁpeb = 2πrΣ d v r,d , whose evolution is shown on Figure 1.7. Interestingly, this flux varies only weakly with distance to the star between 1-100 au. At 5 au, the flux varies from a few 10 -3 down to ∼10 -4 M ⊕ yr -1 for the simulation presented on Figure 1.6. In the next section, we present a channel of planetary accretion recently investigated which consists in accreting the drifting dust grains.

Finally, it is interesting to note that the existence of growth barriers for the dust grains is problematic for the formation of planetesimals (objects with sizes of a few km up to a few hundred kilometers such as asteroids located in the main belt and the Kuiper Belt beyond the orbit of Neptune) which are the seeds for the growth of massive embryos and giant planets' cores. It has been suggested that very porous dust aggregates can overcome the radial drift barrier and grow to planetesimal sizes if fragmentation is insignificant which could be the case for icy particles [START_REF] Okuzumi | Rapid Coagulation of Porous Dust Aggregates outside the Snow Line: A Pathway to Successful Icy Planetesimal Formation[END_REF]. A more promising planetesimal formation mechanism is to overcome the growth barriers by direct gravitational collapse of dust swarms into large objects. This requires dust particles concentrations that are sufficiently high to allow the swarm being gravitationally unstable. Several mechanisms can lead to Chapter 1 dust concentration in protoplanetary disks (see Johansen et al. 2014, for a review). The streaming instability [START_REF] Youdin | Streaming Instabilities in Protoplanetary Disks[END_REF] is one such mechanism that received a lot of attention over the past decade. It arises from the back-reaction of the dust onto the gas (i.e., the dust grains drag the gas) which has been neglected in the above analysis of dust evolution. The principle is that an initially small overdensity of dust will locally increase the gas orbital motion through drag, thereby slowing down its radial drift which allows particles outside of the clump to catch up with it and increase its density. Figure 1.8 shows result of the evolution of dust surface density and maximum dust concentration in 3D box simulations by [START_REF] Johansen | Planetesimal Formation Through Streaming and Gravitational Instabilities[END_REF] including back-reaction of the dust. Streaming instability operates efficiently on particles with Stokes number close to unity for initial dust-to-gas mass ratio d 0.02, that is twice the expected metallicity of the Solar System's protoplanetary disk. Particles with smaller Stokes number are also prone to concentration via the streaming instability, although requiring higher initial metallicities [START_REF] Yang | Concentrating small particles in protoplanetary disks through the streaming instability[END_REF], find efficient concentrations of particles with St = 10 -3 for d ∼ 0.04). This suggests that planetesimals formation might not be efficient everywhere in protoplanetary disks and could be restricted to localized regions which would be sweet spots for the formation of planets (Drażkowska et al. 2016, Schoonenberg and Ormel 2017[START_REF] Drażkowska | Planetesimal formation starts at the snow line[END_REF].

Growth of planets : the new paradigm of pebble accretion

In this section the growth of planets, and particularly giant planets, is discussed in the framework of an emerging paradigm, the so-called pebble accretion (see e.g., Ormel 2017, Johansen andLambrechts 2017, for recent reviews). This recently discovered mechanism involves the accretion of mm-cm sized dust grains that couple on approximately orbital timescales with the gaseous component of a protoplanetary disk (i.e., their Stokes number is close to unity; see previous section), designated as pebbles, as opposed to the planetesimal accretion involving much larger objects (> km in size) that are aerodynamically decoupled from the gas. Although pebble accretion has been quite recently evidenced and investigated, it is an ingredient of the much older core-accretion scenario for the formation of the giant planets (e.g., [START_REF] Mizuno | Formation of the Giant Planets[END_REF], Pollack et al. 1996).

In the core-accretion model, which is the most commonly accepted scenario, a solid core builds up first, followed by accretion of a massive gaseous envelope. Although the precise core mass required to accrete a massive gaseous envelope depends on the accretion rate of solids onto the core, the molecular weight of the gas in the envelope and its opacity (e.g., [START_REF] Hori | Gas giant formation with small cores triggered by envelope pollution by icy planetesimals[END_REF], it is generally assumed that the core should be of the order of ∼10 M ⊕ to trigger rapid envelope accretion. This is also supported by observations of a large fraction of super-Earths Chapter 1 in extrasolar systems, and Uranus and Neptune in our Solar System, having gaseous envelopes limited to about 10% of their mass, suggesting that these bodies did not experience runaway gas accretion while still forming in a gaseous environment.

The building of this massive core is a critical phase of the core-accretion scenario as it should operate on a short enough timescale to allow for the accretion of the envelope before the dissipation of the protoplanetary disk in typically 3-5 Myr. This is very challenging if growth proceeds through planetesimal accretion (e.g., Pollack et al. 1996). It is especially difficult to explain the formation of Uranus and Neptune as the planetesimal accretion rate is ∝ Ω K and therefore drops sharply with distance to the central star as r -1.5 . Moreover, the system must be kept dynamically cold to allow for an efficient accretion but realistic simulations including multiple cores show that this is unrealistic (Levison et al. 2010). Levison et al. (2010) find that multiple Earth-mass embryos embedded within a planetesimal disk generally grow very little, even when the effects of collisions, fragmentation and gas drag, which help in damping the inclination and eccentricity of the planetesimals, are taken into account. Morbidelli et al. (2015a) pointed out that planetesimal accretion is also unable to account for the fact that, during the lifetime of the protoplanetary disk, massive giant planets' cores should grow rapidly while the growth of embryos in the inner Solar System was stalled at approximately Mars' mass.

Pebble accretion, on the other hand, can overcome the hurdles of planetesimal accretion and allows for the rapid formation of massive cores even at large orbital distances. It takes advantage of the large flux of drifting particles (Fig. 1.7) expected from theoretical investigations of dust evolution in protoplanetary disks (e.g., [START_REF] Birnstiel | Gas-and dust evolution in protoplanetary disks[END_REF], see previous section) and enhanced collisional cross-sections due to the fact that gas drag dissipates the energy of the pebbles during an encounter with a massive object. Observations of circumstellar disks also reveal that cmmm sized dust grains dominate the dust mass budget of protoplanetary disks with larger sizes found in the inner parts of disks (e.g., [START_REF] Pérez | Grain Growth in the Circumstellar Disks of the Young Stars CY Tau and DoAr 25[END_REF], but note that inner parts here refers to tens of AU), in agreement with theoretical expectations (see Fig. 1.5). The physics behind pebble accretion can be understood intuitively from the different timescales involved during an encounter between an accreting seed (a large planetesimal or a protoplanet) and a dust grain. If the timescale of the encounter (that is, the time within which the dust particle passes the region of gravitational influence of the accreting seed) is comparable to the stopping time of the dust particle, gas drag will cause the particle to spiral into the seed.

The interaction radius of a seed of mass M s with a particle approaching at relative velocity δv is (e.g., Johansen and Lambrechts 2017)

R g = GM s δv 2 .
(1.25)
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The relative velocity between the seed moving on a keplerian orbit and a small pebble entrained with the sub-keplerian flow is δv ≈ ηv K (i.e., the deviation from keplerian speed due to pressure support of the gas disk, see section 1.2.1). This defines the so-called Bondi radius (Lambrechts and Johansen 2012), (1.26) and the associated encounter timescale t B = R B /(ηv K ). All particles with t stop ≈ t B passing through the Bondi radius will settle towards the seed. Particles with t stop < t B will be more strongly coupled with the gas flow and accreted from a region smaller than the Bondi radius, whereas particles with t stop > t B will not lose sufficient energy to settle down to the seed and accretion would proceed similarly as the gas-free accretion (geometrical cross-section enhanced by gravitational focusing).

R B = GM s (ηv K ) 2 ,
Optimal accretion therefore occurs for particles with a size that depends on the mass of the seed. However, this regime (known as the Bondi or drift regime) is only relevant for low mass accreting seeds. At some point, the gravitational pull from the central star cannot be ignored so that the gravitational interaction region is limited to the Hill sphere of the seed with radius

R H = GM s 3Ω 2 K 1/3 . (1.27)
The mass at which the Bondi radius becomes equivalent to the Hill radius (equivalently, when Ω K R H = ηv K ) marks a transition in the pebble accretion regime and is given by

M t = 1 3 (ηv K ) 3 GΩ K . (1.28)
Typically, in the giant planets' region, the transition mass is a few 10 -3 M ⊕ (Lambrechts and Johansen 2012), in between the mass of Ceres (1.5 × 10 -4 M ⊕ ) and the Moon (1.2 × 10 -2 M ⊕ ). Here we will thus focus on the Hill regime (also known as the shear regime) which is the most relevant for the growth of giant planets' cores.

Above the transition mass, the relative velocity between an approaching pebble and the accreting seed is given by the Hill speed, v H ≡ Ω K R H . What it means is that the relative velocity due to the overall Keplerian motion of the objects (v K ∝ r -1/2 ), the Keplerian shear, dominates over the relative velocity arising from the slightly sub-keplerian rotation of pebbles entrained with the gas flow. The characteristic encounter timescale is then

t H = R H /v H = Ω -1
K , which is now independent of the mass of the seed. Therefore, optimal accretion occurs for particles with stopping times t stop ≈ Ω -1 K , that is in fact for particles with Stokes number St ≈ 1, which is also independent of the mass of the accreting seed. Particles with smaller stopping Chapter 1 times need to approach closer to the seed to be deflected from the gas flow and eventually accreted. For these particles, the effective radius from which accretion is efficient will therefore be smaller than the Hill radius. It can be estimated by equating the deflection timescale t d = δv/g, where g is the seed's gravitational attraction, with the stopping time t stop of the considered particle. Using δv ≈ rΩ K , this gives

R 3 eff Ω K GM s = t stop , (1.29)
and the effective accretion radius is therefore approximately

R eff ≈ St 1/3 R H .
(1.30)

In fact, numerical integrations by Lambrechts and Johansen (2012) show that particles with St = 0.1 are readily accreted from the entire Hill sphere of the accreting seed in the Hill regime so that R eff = (St/0.1) 1/3 R H .

It is now possible to determine the accretion rate onto the seed in the Hill regime. The most general expression for the accretion rate is

Ṁs = σn d m d δv, (1.31)
where σ is the collisional cross-section, n d is the number density of particles and m d their mass. If the pebbles are vertically distributed on a thin layer with H d R eff , where H d is the scale height of the particles which can be related to the gas scale height through H d = α/(St + α)H g (Youdin and Lithwick 2007), we can use the 2D planar approximation to express the accretion rate. In that case, the collisional cross-section is simply σ 2D = 2R eff , n d = Σ d /m d and in the Hill regime we have δv = R eff Ω K , so that the accretion rate becomes

Ṁs,2D = 2 St 0.1 2/3 R H v H Σ d . (1.32)
On the other hand, if the disk of particles is thick compared to R eff , the planar approximation does not hold and the collisional cross-section is σ 3D = πR 2 eff , the particle number density is n d = ρ d /m d , and the accretion rate is

Ṁs,3D = π St 0.1 v H R 2 H ρ d . (1.33) Noting that ρ d = Σ d /( √ 2πH d )
, the 3D accretion rate can be written as a fraction of the 2D accretion rate (Morbidelli et al. 2015a Lambrechts andJohansen 2014, Morbidelli et al. 2015a), so does the mass accretion rate through pebble accretion. This is one of the strengths of pebble accretion as compared to classical planetesimal accretion.

Another interesting quantity to derive from the accretion rate is the accretion efficiency ε PA = Ṁs / Ṁd , that is, the fraction of pebbles drifting past the seed that will be accreted. This quantity gives an idea of the total dust mass required to grow an object. In the 2D Hill regime, we can directly use the expression derived above to obtain

ε PA ∼ 0.07 St 0.1 -1/3 η 10 -3 -1 M s M ⊕ 2/3 , (1.36)
where we have considered a Sun mass star. This illustrates well the weak point of pebble accretion, it is a quite inefficient mechanism requiring dust mass budgets that are generally an order of magnitude larger than the typical mass of giant planets' cores to allow their growth (see Lambrechts and Johansen 2014, for an estimate of the required dust mass). On the other hand, the low efficiency of pebble accretion implies that the dust mass flux would not be significantly reduced by an accreting core and therefore allows for the formation of multiple massive cores with basically the same mass budget as that required to grow a single core (although see Kretke andLevison 2014, Levison et al. 2015, for caveats). Moreover, the low efficiency of pebble accretion is compensated by the large mass flux provided by drifting grains. Considering a dust mass flux Ṁd = 2×10 -4 M ⊕ yr -1 (see section 1.2.2), the growth timescale of a giant planet's core, τ growth ≡ M core / Ṁs , would approximately be

τ growth = M core ε PA Ṁd ∼ 2 × 10 5 M core 10 M ⊕ 1/3
years.

(1.37)

The growth of a giant planet's core should therefore be very fast in the 2D Hill regime of pebble accretion. The growth up to the mass when this regime applies might however be substantially longer, of the order of 1 My or so, and proceed initially through planetesimal accretion rather than pebble accretion (at least up to the mass of ∼Ceres; Johansen et al. 2015, Johansen and[START_REF] Johansen | Forming Planets via Pebble Accretion[END_REF].
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Pebble accretion does not proceed indefinitely, it is a self-limited process. Massive cores gravitationally perturb the gas disk in their surrounding and start carving a shallow gap in the gas distribution. At the outer edge of this gap, the pressure gradient is reversed so there exists a local pressure maximum (so-called pressure bumps) where the pressure gradient force vanishes and the gas therefore rotates at the Keplerian speed. This halts the radial drift of pebbles coming from the outer regions of the disk and put an end to the core growth. Following [START_REF] Johansen | Forming Planets via Pebble Accretion[END_REF], the mass at which pebble accretion ends, the so-called isolation mass, can be estimated considering the first-order perturbation on the gas velocity induced by the gravitational pull of the core at a radial distance of H g , ∆v g ∼ GM core rH g Ω K .

(1.38)

Balancing this with the sub-Keplerian flow of the gas, (1.39) yields the isolation mass

ηv K ∼ H g r 2 ∂ ln P ∂ ln r v K ,
M iso ∼ H g r 3 M * . (1.40)
Using 3D hydrodynamical simulations of a core embedded in a Keplerian disk, Lambrechts et al. (2014) actually find

M iso ≈ 20 h 0.05 3 M ⊕ ,
(1.41)

with h ≡ H g /r and a solar mass central star was assumed. The cubic dependance on the aspect ratio h of the disc implies that in flared disks, where h is an increasing function of the orbital distance, isolation becomes harder to achieve in the outer parts of the disk. More recently, [START_REF] Bitsch | Pebble-isolation mass: Scaling law and implications for the formation of super-Earths and gas giants[END_REF] investigated the effect of disk's viscosity and pebble diffusion on the pebble isolation mass and showed that isolation would occur at masses 2-3 times larger than derived by Lambrechts et al. (2014) for high levels of turbulence. The dependence on the disk's aspect ratio nevertheless remains valid. The first implication of the existence of a pebble isolation mass is the abrupt cut-off of the strong heating provided by the accretion of solids onto the core (L acc = GM core Ṁs /R core ). The pressure support of the envelope heated by the release of potential energy of the accreted material prevents its contraction onto the solid core and slows down the accretion of gas. Rapid gas accretion is triggered when the gravitational pull of the core overcomes the pressure support of the gaseous Chapter 1 envelope which defines the critical core mass. If pebble accretion were to be a never ending process, Lambrechts et al. (2014) find that the critical core masses would be 100 M ⊕ between 5-30 au, which is an order of magnitude larger than the inferred core masses of the Solar System's planets [START_REF] Guillot | THE INTERIORS OF GIANT PLANETS: Models and Outstanding Questions[END_REF]. However, the abrupt termination of solid accretion, hence the quenching of the accretion luminosity, allows critical core masses to drop well below the pebble isolation mass. It results that when a core reaches the pebble isolation mass it will subsequently rapidly contract and accrete a massive gaseous envelope at a high pace. Lambrechts et al. (2014) argue this could be the origin of the divide between gas and ice giants. Due to the fact that isolation is harder to achieve at larger orbital distances, Uranus' and Neptune's core never reached the pebble isolation mass and could only attract a thin envelope of hydrogen and helium enriched in volatiles released by the sublimation of pebbles settling towards their core.

The second implication of the pebble isolation mass is that once a protoplanet reaches isolation, it cuts the flux of drifting pebbles and thus starves any protoplanet forming inward its orbit. Morbidelli et al. (2015a) proposed that Jupiter's core thereby starved the inner Solar System and prevented the terrestrial planets' embryos to grow beyond the mass of Mars. Further build-up of the terrestrial planets would therefore remain unchanged relative to traditional models and proceed through mutual embryos collisions after the dispersal of the protoplanetary gas disk.

As will be argued in the subsequent chapters of this thesis, the cut-off in pebble accretion and their accumulation at the outer edge of the gap opened by a forming gas giant might have important implications for the formation of their satellites systems and challenges our current understanding of formation of moons.

Dynamical evolution of the giant planets

An important aspect of the origin of planets and satellites and their architecture is their dynamical evolution, either as the objects are forming or at later times. It has been realized early on that gravitational interactions between a massive object such as a planet and a gaseous disk induce a torque that would modify the orbit of the former [START_REF] Goldreich | Disk-satellite interactions[END_REF]. This process is known as planetary migration (it is more specifically known as type I migration, as opposed to type II which refers to migration of planets that have opened a gap in the disk) and within typical protoplanetary disks, where the density and the temperature are smooth functions of the orbital distance, the torque experienced by a planet is negative and the migration is radially inward (i.e., the semimajor axis of the planet shrinks; Tanaka et al. 2002). The migration timescale, τ I ≡ r/ ṙ, due to this effect was Chapter 1 derived by Tanaka et al. (2002), (1.42) where C I = 2.7 + 1.1q in the case of isothermal disks with q the exponent of the radial dependence of the surface density of the disk, Σ g ∝ r -q . The parameter C I was nevertheless set to unity in deriving the above estimate of the migration timescale due to many uncertainties in the migration rates of planets. Paardekooper et al. (2010) find that the migration rates in adiabatic and optically thick disks are generally slower than in isothermal disks and also depend on the temperature profile of the disk. In any case, the above estimate shows that migration in the mass range of giant planets cores is fast and migration might therefore play a non-negligible role in the formation of the gas and ice giant planets.

τ I = 1 C I Ω p M 2 M p r 2 Σ g h 2 ≈ 5×10 5 10 M ⊕ M p 100 gcm -2 Σ g h 0.05 2 5 au r 1/2 years,
As already pointed out in the previous section, more massive planets significantly perturb the gas distribution in their vicinity and this affects their migration rate. The common picture for migration of massive planets that have opened a gap in their disk (type II migration regime) is that they are locked in the gap and migrate as the disk viscously evolves on longer timescales than advocated in the case of type I migration (e.g., Lin and Papaloizou 1986). This might in fact be inaccurate as gas is still able to flow within the gap opened by a planet and the migration rate would decorrelate from the viscous evolution of the disk (Duffell et al. 2014, Dürmann and[START_REF] Dürmann | Migration of massive planets in accreting disks[END_REF]. In the case of low viscosity, particularly, the planet is likely to migrate faster than the viscous advection of the gas. This issue however remains controversial and type II migration rates might well be proportional to the disk's viscosity, although they should differ from the gas drift speed (e.g., [START_REF] Kazuhiro | Radial Migration of Gap-opening Planets in Protoplanetary Disks. I. The Case of a Single Planet[END_REF][START_REF] Robert | Toward a new paradigm for Type II migration[END_REF].

Considering the currently inferred migration rates of planets, and even assuming type II migration proceeds at the viscous timescale, the cores of all four giant planets of the Solar System should have started their formation at radial distances of 15-25 au to account for their current masses and orbits [START_REF] Bitsch | The growth of planets by pebble accretion in evolving protoplanetary discs[END_REF][START_REF] Johansen | Forming Planets via Pebble Accretion[END_REF]. This would mean that they accreted in very different (chemical) environments throughout their history and that Jupiter and Saturn migrated over very wide orbital distances. However, as pointed out by [START_REF] Morbidelli | Challenges in planet formation[END_REF], it is unclear in this case why massive planets would not have formed in the region between 5-10 au, where the building of core seeds would have probably been more efficient (as it procceeds through planetesimal accretion Johansen et al. 2015, Johansen and[START_REF] Johansen | Forming Planets via Pebble Accretion[END_REF], and migrated towards the inner Solar System. It should also be noted that the growth tracks of giant planets investigated in [START_REF] Bitsch | The growth of planets by pebble accretion in evolving protoplanetary discs[END_REF] consider isolated planets and the gravitational interactions among Chapter 1 them are therefore not accounted for.

Another migration scenario has been proposed by Walsh et al. (2011), known as the Grand Tack. It is based on the fact that hydrodynamic simulations of Jupiter and Saturn mass planets together in a disk have shown that when the two planets are caught in their mutual 2:1 or 3:2 mean motion resonance (that is the configuration when the ratio of their orbital period is 2 and 1.5, respectively), they open a common gap in the disk and migrate together outwards [START_REF] Masset | Reversing type II migration: resonance trapping of a lighter giant protoplanet[END_REF], Morbidelli and Crida 2007, Pierens et al. 2014). Walsh et al. (2011) postulated that Jupiter could have migrated down to 1.5 au before being caught in resonance with Saturn and migrating outwards near its current position at the time the protoplanetary disk dispersed. The rationale for having Jupiter entering in the inner Solar System is that this would result in a depletion of planetesimals beyond 1 au from the Sun after Jupiter's tack, which seems a necessary condition to account for the fact that the mass of Mars is only 10 percent of that of the Earth and Venus (the mass and orbits of the terrestrial planets are best reproduced if they formed out of a narrow annulus at 0.7-1 au; Hansen 2009). Planetesimals initially residing from 1 to 13 au are scattered in all directions during the migration of the giant planets as shown in the simulations by Walsh et al. (2011). Therefore, during the outward motion of the planets, the asteroid belt region (between 1.8 and 3.2 au from the Sun) is populated with material originating from initially very different locations in the disk, thereby accounting for the presence of both anhydrous (the S-type spectral class asteroids, thought to originate from inside the orbit of Jupiter before its migration) and icy objects (the C-type asteroids, thought to originate from beyond Jupiter's orbit) in the main asteroid belt. Although this scenario is attractive because of the many features of the inner Solar System it can account for, it must however operate on a tight schedule as pointed out by [START_REF] Bromley | Terrestrial Planet Formation: Dynamical Shake-up and the Low Mass of Mars[END_REF]. [START_REF] Jacobson | Lunar and terrestrial planet formation in the Grand Tack scenario[END_REF] showed that the timing of terrestrial planets accretion, and Mars particularly, is best reproduced if Jupiter tacks when the terrestrial embryos have grown to nearly Mars mass. Radio-isotope analysis suggest that Mars accreted half its mass in less than ∼2 Myr after the condensation of Calcium-Aluminum rich Inclusions (CAIs, typically assumed to be the birth-age of the Solar System) and neared completion ∼3-4 My after CAIs [START_REF] Dauphas | Hf-W-Th evidence for rapid growth of Mars and its status as a planetary embryo[END_REF], therefore constraining the timing of the tack at this same epoch. On the other hand, the outward migration of Jupiter and Saturn requires that the disk still contains substantial amount of gas. [START_REF] Wang | Lifetime of the solar nebula constrained by meteorite paleomagnetism[END_REF] claim that the nebular gas (in the inner Solar System at least) had dispersed by ∼4 My after CAIs following from their analysis of paleomagnetism inside meteorites, which would leave a small window for the tack.

In a recent series of papers, [START_REF] Izidoro | The Asteroid Belt as a Relic from a Chaotic Early Solar System[END_REF], Raymond and Izidoro (2017a,b),
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Figure 1.9: Sketch representation of possible architectures of the early Solar System and its dynamical evolution, from [START_REF] Morbidelli | Challenges in planet formation[END_REF]. Left : the Grand Tack hypothesis where the whole region inside of Jupiter's orbit is populated and the migration of the giant planets account for a later depletion beyond 1 au and mixing of objects in the asteroid belt. Right : the primordial depletion hypothesis where the asteroid belt region is populated by the mere growth of the terrestrial and giant planets.

showed that the structure of the asteroid belt could be reproduced without invoking the migration of Jupiter in the inner Solar System. The mere growth of the giant planets results in an efficient redistribution of the planetesimals located in their vicinity and the implantation of some of them in the asteroid belt region. The persistent inward migration of the planets (qualitatively consistent with the evolution of the giant planets proposed by [START_REF] Bitsch | The growth of planets by pebble accretion in evolving protoplanetary discs[END_REF]) yields very similar results. The fact that the terrestrial planets grew from a narrow annulus of material could in fact reflect that planetesimals formation was not efficient throughout the inner Solar System (Drażkowska et al. 2016). The growth of terrestrial planets from such an annulus leads to the implantation of planetesimals in the asteroid belt. Therefore, the depletion of the asteroid belt might well have been primordial and this region was later populated with icy objects, due to the formation of the giant planets, and rocky objects, due to the formation of the terrestrial planets. It therefore appears that the early dynamical evolution of the giant planets is largely unconstrained as their inward migration, inward then outward migration or no migration at all, could have resulted in roughly the same distribution of objects in the inner Solar System. To further discriminate among different scenarios, it will be necessary to consider the resulting distributions of more refined spectral classes of asteroids than just S-and C-type asteroids as those actually encompass Chapter 1 a wide diversity of objects (DeMeo and [START_REF] Demeo | Solar System evolution from compositional mapping of the asteroid belt[END_REF], Vernazza et al. 2017). This would however require a better knowledge of the source regions of the different classes of asteroids. The regular and irregular satellites of the giant planets might help in providing additional constraints. In the subsequent chapters, we unveil a potential link between the regular satellites of Jupiter and some asteroids that would currently be located in the main belt but originated from just beyond Jupiter's orbit. Further analysis might allow one to better constrain the nature of these asteroids and the early history of the giant planets. Radio-isotopes and petrologic analysis of the meteorites collected on Earth, combined with thermal evolution models, also provide great constraints on the timing of accretion of different asteroids. Kruijer et al. (2017) recently inferred that Jupiter's core separated the reservoirs of inner, so called non-carbonaceous type objects, and outer carbonaceous type objects no later than ∼1 My after CAIs, thereby constraining the timing of formation of Jupiter's core and the source region of the parent bodies of carbonaceous meteorites (see the discussion in Chapter 4 for a potential link with the jovian satellites). Parent bodies of the most primitive meteorites collected on Earth are thought to have accreted ∼3 My after CAIs (e.g., Sugiura and Fujiya 2014) and large comets ∼4-5 My after CAIs to retain their volatiles (Mousis et al. 2017a) whereas some differentiated asteroids are likely to have accreted almost concurrently with CAIs. It results that, depending on their timing, early dynamical evolution of the giant planets could have affected some asteroids population but not others that would have formed later. Finally, the migration of planets in more realistic disk conditions, including the effects of non-ideal MHD terms, needs to be investigated as the picture could substantially depart from that found in viscous disks [START_REF] Mcnally | Low mass planet migration in magnetically torqued dead zones -I. Static migration torque[END_REF][START_REF] Mcnally | Low-mass planet migration in magnetically torqued dead zones -II. Flow-locked and runaway migration, and a torque prescription[END_REF].

To end this section, we note that the current understanding of planetary migration predicts that the giant planets should have been in a more compact configuration right after their formation than what is observed today (due to the fact that more massive planets that are able to clear wide gaps migrate at slower rate than less massive planets). This does not constitute evidence against early migration of the giant planets however. [START_REF] Tsiganis | Origin of the orbital architecture of the giant planets of the Solar System[END_REF], Gomes et al. (2005) and Morbidelli et al. (2005) presented a new framework for the dynamical evolution of the giant planets after the dispersal of the protoplanetary disk known as the Nice model. They showed that the gravitational interactions of the giant planets with a distant ring of planetesimals can spread the orbits of the giant planets-Uranus, Neptune and Saturn migrating outward as they scatter planetesimals whereas Jupiter migrates slightly inward. During this planetesimal driven migration, Jupiter and Saturn cross their mutual 2:1 mean motion resonance, increasing suddenly the eccentricity of Saturn, and the whole system becomes unstable for a short period of time. During this chaotic phase, the two ice giants are scattered outward follow-Chapter 1 ing close encounters with Saturn and among themselves. In the end, starting from a compact configuration with nearly circular obits, the current semimajor axes, eccentricities and inclinations of the four giant planets are very well reproduced. This model has been subsequently revised to provide with better constraints on the initial configuration of the giant planets, including the existence of an additional ice giant (e.g., [START_REF] Nesvorný | Statistical Study of the Early Solar System's Instability with Four, Five, and Six Giant Planets[END_REF]. Overall, this scenario can account for the capture of the trojan satellites of Jupiter (in co-orbital motion with their primary) and Neptune (Morbidelli et al. 2005[START_REF] Nesvorný | Chaotic Capture of Neptune Trojans[END_REF][START_REF] Nesvorný | Capture of Trojans by Jumping Jupiter[END_REF], as well as the capture of the irregular satellites of the giant planets [START_REF] Nesvorný | Capture of Irregular Satellites during Planetary Encounters[END_REF], and the presence of very primitive objects (P-and D-type asteroids, that are very similar to the jovian trojans) in the main asteroid belt (Levison et al. 2009, Vokrouhlický et al. 2016). It is possible that trojan and irregular satellites populations have been captured prior to the Nice model instability but these would have been erased during the chaotic phase of evolution of the giant planets-which is unfortunate for better constraining the earlier evolution of the giant planets.

Organization of this manuscript

This thesis focuses on the investigation of the origin and conditions of formation of satellites systems that will be the targets of future space exploration missions, such as the JAXA MMX mission, aiming at returning a sample from one of the two martian moons, and the future ESA JUICE and NASA Europa Clipper missions that will both explore the Galilean moons orbiting around Jupiter.

Part of the work developed also has implications for our general understanding of moon formation around gas giant planets and the prospect of finding analogues to the Galilean moons outside of the Solar System.

Chapter 2 describes the main properties of the Galilean system of satellites orbiting around Jupiter, the main constraints available on their formation history and the prevailing theories for their origin.

Chapter 3 discusses pebble accretion in the Galilean system. A numerical code developed to follow the transport of particles embedded in a gaseous disk is presented and applied to a simple parametrization of a circum-jovian disk. We show that pebbles are able to reproduce the overall bulk composition of the Galilean moons in terms of their ice-to-rock mass ratio. This result is interesting because in an actively-supplied disk scenario for the origin of the moons, their growth is likely to proceed through pebble accretion. However, this raises some important Chapter 1 questions. Given the low efficiency of pebble accretion, the mechanism of solids delivery to the circum-jovian disk must be efficient to allow for the formation of the massive Galilean moons. The origin of pebbles and initial seeds of the satellites also remains unclear in this framework.

Chapter 4 focuses on the important issue of the delivery of solid material to the circum-jovian disk. We revisit the delivery mechanism in the context of the pebble accretion scenario for the growth of giant planets as presented in the first chapter of this thesis. The dynamics of planetesimals that would originate from the accumulation of solids at the outer edge of the gap opened by Jupiter are investigated using N-body simulations. The decisive role of Saturn's formation nearby Jupiter on the delivery of planetesimals to the circum-jovian disk is evidenced. The overall redistribution of material induced by the two giant planets leads to the implantation of icy material in the asteroid belt located in between the current orbits of Mars and Jupiter, revealing a potential link between primitive asteroids and the Galilean moons. The implications for moon formation in extrasolar systems are also discussed.

Chapter 5 discusses the origin of the two martian moons, Phobos and Deimos. We show that the physical and spectral properties of the matian moons are consistent with their formation following a giant impact on Mars, similarly to the event that is believed to have given birth to the Moon. Overall, the giant impact scenario seems the only one able to account for both the observed spectra of the martian moons and their nearly circular and co-planar orbits in the equatorial plane of Mars.

Chapter 6 presents an application of the transport model described in Chapter 3 to the vertical transport of icy grains in the outer parts of the circumsolar disk and their irradiation by cosmic rays. The aim is to investigate the possible origin of molecular oxygen, detected at a high level in the coma of the comet 67P/Churyumov-Gerasimenko, from radiolysis of water ice. It is shown that the energy dose received by dust grains during the typical lifetime of a protoplanetary disk is too low to account for the high abundance of O 2 with respect to water detected in 67P/C-G. Radiolysis of water ice remains an interesting mechanism to account for the presence of molecular oxygen in comets but would have likely operated in the low density environment of the parent molecular cloud of the Solar System before its collapse.

Chapter 7 summarizes the results presented in the present manuscript and briefly discusses some open questions and possible future developments that might Chapter 2

Conditions of formation of the Galilean satellites

Introduction

The Galilean moons constitute a remarkable system of satellites orbiting around Jupiter with nearly circular and coplanar orbits with respect to the planet's equatorial plane. The system also exhibits an outward decrease of satellite densities with inner rocky Io and outermost icy Callisto. These properties have long ago set the idea that the Galilean system is much like a miniature solar system, motivating the development of theories of giant planets' satellites formation within circumplanetary disks (hereafter, CPDs). We note that we refer here to CPDs as (mainly) gaseous accretion disks, as opposed to debris disks or planetary rings. Despite the early interest for the formation of satellites in CPDs, many uncertainties remain because of the wide range of processes involved, starting with the formation of the giant planets themselves. In this chapter, we review some of the early proposed models for the formation of satellites in CPDs as well as more recent developments.

Constraints on the formation of the Galilean system

A successful model for the origin of the Galilean moons must account for the basic properties of the system. One such of these is the fact that the four satellites have roughly similar masses (table 2.1). The most massive moon of the system, Ganymede, is about a factor of three more massive than Europa, the smallest of the four moons. The total mass of the system adds up to only a tiny fraction of the mass of Jupiter, that is M T ≈ 2.1 × 10 -4 M Jup (with M Jup = 1, 9 × 10 27 kg), which corresponds to approximately 6.7 × 10 -2 M ⊕ . This is much smaller than the mass ratio of the Earth-Moon system, the mass of the moon being ∼10 -2 M ⊕ . Assuming the Galilean satellites formed out of a material with solar composition (i.e., with a solid-to-gas mass ratio of 0.01), then a minimum mass of ∼0.02 M Jup is required to build them. As described in the next section, all of this material might have been present at one time around Jupiter or it could have been processed through a longer timescale while Jupiter was still feeding from the circumsolar disk.

Chapter 2 a (R Jup ) M sat (M Jup ) R sat (km) ρ sat (g cm -3 ) C/(M R
An important property of the Galilean system is its rather compact radial scale. Whereas the Hill sphere of Jupiter is approximately 744 R Jup wide (where R Jup ≈ 7 × 10 7 m is the radius of Jupiter), the outermost Galilean satellite, Callisto, is orbiting at only 26 R Jup from the planet. The radial extent of the system is also small compared with the typical size expected for the circum-planetary disk (∼ 0.3 R H ≈ 220 R Jup ; Tanigawa et al. 2012).

Another peculiarity of the Galilean system is the radially outward decreasing density of the moons (see Table 2.1). The density of Io, the innermost satellite, is compatible with that of an anhydrous body made of rock and metal. The somewhat lower density of Europa suggests that water makes up to ∼8% of its mass, whereas the low density of Ganymede and Callisto implies that these bodies are roughly half ice and half rock and metal. This is generally seen as a consequence of their formation in a CPD whose temperature decreased with distance to Jupiter. An implication is that the limit where water ice is stable (the so-called snowline) was located close to Ganymede's location during the formation of the satellites. The origin of Europa's low water content is however less clear (see next chapter). It could require a complicated interplay between its growth and migration and the cooling of the disk over time. Alternatively, Europa could have formed as ice rich as Ganymede and lost its water after its formation (with tidal heating being the main driver). If so, Io could also have formed with a non-negligible amount of water since subsequent loss should have been more efficient than in the case of Europa given that it dissipates even more tidal energy in its interior (see the discussion in Canup and Ward 2009).

Finally, an important constraint comes from the internal state of Callisto. The Chapter 2 gravity data collected by the galileo spacecraft (orbiting around Jupiter from 1995 to 2003) allowed for the determination of the satellites' axial moments of inertia, C, as reported in table 2.1. This moment of inertia is related to the distribution of mass within a satellites [START_REF] Hussmann | 10.18 -interiors and evolution of icy satellites[END_REF],

C = 8π 3 R 0 ρ(r)r 4 dr, (2.1)
with ρ(r) the mass density as a function of the radial distance from the center of the body. The lower the value of the dimensionless moment C/M R, the more mass is concentrated toward the center of the body (i.e., the more the body is differentiated). The value for a perfectly uniform sphere is 0.4. In practice, due to compression effects, the value of the normalized moment of inertia for an undifferentiated body could be somewhat lower (≈0.38 for an object the mass of Callisto).

The inferred moments of all three inner moons suggest that they are well differentiated, with an iron-rich core surrounded by a rocky mantle and an icy upper mantle in the case of Europa and Ganymede as well as a liquid water ocean underneath their icy crust (see [START_REF] Hussmann | 10.18 -interiors and evolution of icy satellites[END_REF], for a review). Callisto, on the other hand, appears as largely undifferentiated [START_REF] Anderson | Shape, Mean Radius, Gravity Field, and Interior Structure of Callisto[END_REF], although this interpretation might be erroneous if Callisto's interior is non-hydrostatic (e.g., [START_REF] Hussmann | 10.18 -interiors and evolution of icy satellites[END_REF]. This put constraints on its accretion history as ice melting due to energy deposited by the accreted material (and decay of short-lived radionuclides such as 26 Al) should be avoided. Barr and Canup (2008) find that Callisto's accretion timescale should be 5 × 10 5 years and must finish no earlier than ∼3 My after CAIs to satisfy this constraint. This timescale is very long compared with the orbital period at Callisto's radial distance which is approximately two weeks.

We describe in the next section the main theories for the origin of the Galilean moons which have been designed to fit the above mentioned constraints.

Formation in a circum-planetary disk

The Minimum Mass models

Early models for the formation of the satellites of giant planets considered Minimum Mass Subnebulae (MMSN) models, where the solid components of satellites are spread in a disk augmented by gas upon reaching a solar composition (e.g., Lunine and Stevenson 1982). These models therefore consider satellites' accretion in a closed system and rely upon the assumption that the appropriate initial conditions are matched at the termination of the parent planet's own accretion. Applied to a compact system such as the Galilean satellites, such models yield very dense, optically thick CPDs. To account for the icy composition of Ganymede and Callisto, Mosqueira and Estrada (2003a) showing the surface density profiles of their MMSN models for Jupiter, labelled ME(J), and Saturn, labelled ME(S) with two variations in the treatment of the outer disk, as well as the profiles used by several authors such as Lunine and Stevenson (1982), labelled LS(J), [START_REF] Korycansky | Numerical models of giant planet formation with rotation[END_REF], labelled KBP(S) and KBP(J) for their spin-out model of Saturn and Jupiter, respectively. Mosqueira and Estrada (2003a) indicate that the curves labelled JMM and SMM refer to minimum mass models of [START_REF] Pollack | Composition and Radiative Properties of Grains in Molecular Clouds and Accretion Disks[END_REF] for Jupiter and Saturn although no evidence for such models was found in the provided reference.

or that of Saturn's large satellite Titan, MMSN models hence require that the CPDs are almost inviscid and their opacity very low (e.g., grain-free opacity) to allow for the condensation of ices in the outer parts of the disk. Due to the short dynamical timescales found in CPDs, MMSN models generally yield a rapid assemblage of the satellites which might be difficult to reconcile with the observed only partially differentiated state of Callisto and Titan. The most recent MMSN model for the formation of the jovian and saturnian satellites was developed by Mosqueira and Estrada (2003a,b) and recently investigated with a population synthesis model by [START_REF] Miguel | [END_REF]. We present in the following the main aspects of their model and the results obtained by [START_REF] Miguel | [END_REF].

One of the notable changes introduced by Mosqueira and Estrada is a twocomponent CPD characterized by an inner and dense disk, similar to that considered by Lunine and Stevenson (1982), and an extended and low density outer disk.

Chapter 2

The motivation for such a two-component disk comes from an analysis of the angular momentum of the gas accreted by a forming giant planet. Before the opening of a deep gap in the circum-solar disk, it is assumed that the giant planet is accreting all of the material entering its Hill sphere (with radius R H = a(M p /3M ) 1/3 , where a is the planet's semimajor axis, M p its mass and M the Sun's mass). The specific angular momentum of the accreted material relative to the planet is then approximately given by [START_REF] Lissauer | Urey prize lecture: On the diversity of plausible planetary systems[END_REF])

j ≈ -Ω R H 0 1.5x 3 dx R H 0 xdx + ΩR 2 H ≈ 1 4 ΩR 2 H , (2.2)
where Ω = (GM /a 3 ) 1/2 , and x is the difference in the semimajor axes of the planet and the accreted gas parcel. The first term of the above expression accounts for the specific angular momentum of the gas relative to the planet (Keplerian shear divided by the mass flux) and the second term arises from the consideration of a frame rotating with the planet. With conservation of angular momentum, the incoming material with specific angular momentum j will achieve centrifugal balance at a distance r c of the planet defined by r c = j 2 /GM p ≈ R H /48. Considering a Jupiter mass planet at 5 au from the Sun, the above analysis gives r c ∼ 15 R Jup (where R Jup is Jupiter's current radius), which is a good match to Ganymede's current position. Mosqueira and Estrada (2003a,b) therefore argue for the existence of a dense inner disk out to the centrifugal radius and containing enough mass to build Io, Europa and Ganymede. On the other hand, Callisto, which is currently orbiting at a distance of ∼26 R Jup , could not have formed within this disk. Hence, Mosqueira and Estrada (2003a) postulate the formation of an extended disk posterior to the opening of a gap by the giant planet. From this point, the authors assume that gas enter the Hill sphere of the planet at very small relative velocity so that the first term of eq. (2.2) becomes negligible and the specific angular momentum of the accreted material is then j ∼ ΩR 2 H . This material would now attain centrifugal balance at a distance r c ∼ R H /3 from the planet, which, applied to Jupiter, translates to a distance of ∼250 R Jup . Because gas accretion may be substantially reduced after the opening of a wide gap by the giant planet, the outer disk would have a much lower surface density than the inner disk and contained just enough mass to build Callisto. Overall, Mosqueira and Estrada's MMSN model is thus characterized by a dense, optically thick (even considering gaseous opacity only) inner disk with gas surface densities typically exceeding 10 5 g cm -2 and an optically thin outer disk with surface densities in the range 10 2 -10 3 g cm -2 . We note here that the use of gaseous opacity for the CPD was briefly justified in Mosqueira and Estrada (2003a,b) because of the potentially short coagulation timescales of dust grains resulting in very low grain opacity. The temperature was prescribed so that it Chapter 2 allowed the condensation of ices (corresponding to T ∼ 250 K for the pressure ranges considered) at Ganymede's distance for the jovian CPD or Rhea's distance for the saturnian disk. The temperature profile is decreasing as 1/r in the optically thick disk while it is assumed constant and set to the surrounding nebular temperature in the optically thin outer disk. The surface density is also assumed to decrease as 1/r except for the so-called transitional region connecting the optically thick and thin regions of the CPD which exhibits a much steeper profile. The obtained surface density profiles are shown in Fig. (2.1).

Assuming that viscous dissipation is the dominant energy source term in the optically thick portion of the CPD, and knowing a priori the temperature and density profiles of the disk (as it is the case here), it is possible to determine the level of turbulence of the CPD (with the assumption that disk's viscosity is due to turbulence). In this case, the photospheric temperature of the disk would be given by

T 4 e = 9Ω 2 8σ SB νΣ g + T 4 neb (2.3)
where Ω is the local Kepler frequency, σ SB is Stefan-Boltzmann's constant, Σ g is the gas surface density, T neb the background nebular temperature and ν = αc 2 s /Ω is the disk's viscosity where α is a non-dimentional parameter measuring the level of turbulence of the disk (Shakura and Sunyaev 1973), and c s is the (isothermal) sound speed. Using the temperature and density profiles prescribed for the CPDs and solving the above equation for α, Mosqueira and Estrada (2003a) find very weakly turbulent disks with α ∼ 10 -6 -10 -5 . This very weak turbulent regime is a necessary ingredient to many aspects of the scenario proposed by Mosqueira and Estrada (2003a,b), such as the persistence of the steep surface density gradient between the inner and outer disks to stall Callisto's inward migration or the opening of a gap by the inner Galilean moons to allow their survival against rapid gas driven migration. Satellites' survival is indeed one of the main hurdles of MMSN models. Satellites embedded within gaseous disks will create spiral density waves at resonant locations known as the Lindblad resonances (e.g., Ward 1997, Goldreich and[START_REF] Goldreich | Disk-satellite interactions[END_REF]. Gravitational interactions with the density waves as well as with material located in the co-orbital region of the satellite will exert a generally negative torque on the satellite whose semimajor axis will therefore shrink. This process, known as type I migration, would act on very short timescales in dense environments such as that advocated by MMSN models. Canup and Ward (2002) estimate the type I migration timescale Chapter 2 for Ganymede in a MMSN jovian CPD as

τ I ≈ 1 C I Ω M p M s M p r 2 Σ g c s rΩ 2 ∼ 10 2 years 3 C I 2500km R s 3 2gcm -3 ρ s c s /rΩ 0.1 2 3 × 10 5 gcm -2 Σ g 15R Jup r 1/2
, where C I is a factor of the order of unity (which depends on the disk's structure), M s is the satellite's mass, R s its radius and ρ s its internal density. Such a short inward migration timescale implies that the satellites should form on even shorter timescales, but the satellites need also survive for the lifetime of the CPD. Clearly, to allow satellites' formation and survival in such environments require that either the CPD was quickly dissipated after satellites' formation or that the migration rate of the objects was substantially slowed down, if not completely stalled. At this point, it seems fair to note that planetary migration remains an uncertain mechanism (partly because of the lack of a clear picture on the structure and evolution of accretion disks) and the way it affected planetary formation still is an open question (e.g., [START_REF] Morbidelli | Challenges in planet formation[END_REF]). Nevertheless, a potential way to reduce the migration timescale of an object is the transition to the so-called type II migration regime which occurs if the planet (or satellite) is massive enough to open a gap in the disk (Lin and Papaloizou 1986). In this case, the object is in an equilibrium state at the center of the gap and its evolution is tied to that of the disk which takes place on the viscous timescale (see however [START_REF] Duffell | The Migration of Gap-opening Planets is Not Locked to Viscous Disk Evolution[END_REF], for a challenge of this picture). Here, the turbulence level, and hence viscosity of the disk, plays a central role because 1) gaps are more easily opened in low viscosity disks and 2) the viscous timescales are longer for lower viscosity. For the very low values of α derived by Mosqueira and Estrada (2003a), Io and Ganymede might have been massive enough to open a gap in the CPD (Mosqueira and Estrada 2003b). However, even in a very low viscosity environment, another criterion for gap opening is that a satellite's Hill radius should be larger than the disk scale height. Otherwise, large quantities of gas will enter the gap in the vertical direction and type II regime of migration would not apply. The latter criterion translates to

q s > 3 × 10 -3 h 0.1 3 , (2.4)
where q s = M s /M p , and h = H/r is the aspect ratio of the disk. This value is almost two orders of magnitude larger than that of the Galilean satellites, q Gan ∼ 8 × 10 -5 and q Io ∼ 5 × 10 -5 . Even for a lower aspect ratio of 5%, which is more appropriate for protoplanetary disks, the satellites would be almost an order of magnitude less massive than required to open a proper gap in the CPD. It should also be noted that even in the case where satellites would migrate in the type II regime, a non-viscous mechanism is still required to rapidly (as compared to the viscous timescale) dissipate the CPD to allow for the survival of the satellites. Perhaps a more promising mechanism to prevent satellites from falling onto Jupiter is the existence of an inner magnetic cavity that truncated the CPD (e.g., Sasaki et al. 2010). This possibility is further discussed in the following sections. As regards Callisto's migration history, Mosqueira and Estrada (2003a,b) envision a different picture motivated mainly by the fact that Callisto is not currently part of the resonant Laplace system characterizing Io, Europa and Ganymede. Mosqueira and Estrada (2003b) show that the type I torque experienced by a satellite would vanish at the transitional region of the CPD, therefore acting as a satellite trap. The persistence of the steep surface density gradient in this region hence would have prevented Callisto from entering the inner disk and would explain the current architecture of the Galilean system. We now turn to the accretion of the satellites in an MMSN environment as envisioned by Mosqueira and Estrada (2003a) and investigated by [START_REF] Miguel | [END_REF]. Mosqueira and Estrada argue for the accretion of satellites by the combination of two mechanisms, the sweep-up of dust and rubble piles entrained with the Chapter 2 gas flow followed by the accretion of larger satellitesimals drifting inward through gas drag. They find that the sweep-up timescale is shorter than the drift timescale for any particle size located within a distance of ∼38 R Jup from Jupiter, thus promoting the formation of large seeds (∼1000 km in size). Growth up to satellite size is then determined by the rate at which gas drag can bring larger satellitesimals to the feeding zone of the seed. Under such circumstances, Ganymede would form on a 10 3 -10 4 year timescale, while Callisto, which feeds from the more extended reservoir provided by the outer disk, would form on a 10 5 -10 6 year timescale. The study of Mosqueira and Estrada (2003a,b) remains qualitative and though a lot of processes are discussed in their papers, they did not perform an explicit integration of satellites' accretion and their orbital evolution. It is therefore not clear that the initial conditions advocated by their MMSN model would actually result in a system of Galilean like satellites. The first investigation of satellites formation in the Mosqueira and Estrada MMSN model has been recently undertaken by [START_REF] Miguel | [END_REF].

These authors used a population synthesis model to study the influence of various parameters on the architecture of the formed systems. Their model assumes that satellites' seeds have already formed and are randomly injected in the disk to follow their growth and orbital evolution as they feed from the satellitesimals' disk and migrate. [START_REF] Miguel | [END_REF] varied the dissipation timescale of the CPD from 10 4 to 10 6 years, the size of the satellitesimals from 1 to 30 km, the rate of type II migration (by artificially slowing down migration by a factor 0.1-0.01), as well as considering solids enhancement over solar composition by either adding solids or removing gas. The surface density of the satellitesimals' disk evolves due to accretion by the seeds and gas drag. They find that the lifetime of the satellitesimals' disk range from 10 2 to 10 3 years for sizes of 1 and 30 km, respectively. Therefore, larger satellitesimals are preferred as they give more time to the satellites to grow. However, the competition between the CPD's dispersal and the satellites' migration does not favor the formation of Galilean like satellites. Satellites formed in the inner regions of the disk rapidly migrate inward so that both a reduction of their migration rate and a rapid dispersal of the CPD are required to allow for their survival. On the other hand, such requirements do not allow for the formation of massive satellites in the outer disk such as Ganymede and Callisto (generally requiring long dispersion timescales of the CPD). Overall, [START_REF] Miguel | [END_REF] find that migration rate 100-times lower than the nominal value and enhancement of the solid budget of the disk favor the formation and survival of Galilean like satellites but allowing for both the survival of the inner satellites and the formation of massive outer satellites is complicated (see Figure 2.2). It results that even with tuned initial conditions and artificial reduction of the satellites' orbital migration, Chapter 2 accounting for the architecture of the current Galilean system is not straightforward in a MMSN model.

The Gas Starved model

Considering that the short migration and accretion timescales of satellites in MMSN models are difficult to reconcile with the properties of the Galilean moons, Canup and Ward (2002) proposed a new framework for satellites' accretion in a low density environment known as the gas-starved model. Contrary to MMSN models which consider that the CPD is a closed system, Canup and Ward (2002) investigate the conditions of accretion of satellites in an actively supplied CPD where Jupiter is still accreting material from the circumsolar disk. Because fresh material is constantly supplied to the CPD over time, it needs not contain all the necessary material to form the Galilean satellites at one time. The satellites could therefore form in lower density (and low temperature) environments where they would migrate on much longer timescales than in the MMSN models. Another argument put forward by Canup and Ward (2002) in favor of satellites' formation while Jupiter is still accreting is that given the short collision timescale among objects in the CPD (due to the short orbital periods), it would be difficult to explain that satellite accretion would "wait" until gas inflow to Jupiter had completely stopped. It should also be noted that the opening of a gap by a Jupiter mass planet does not necessarily shut down its accretion as material would still be able to enter its Hill sphere in the vertical direction (e.g., Morbidelli et al. 2014), contrary to what Mosqueira and Estrada (2003a,b) postulate. The approach of Canup and Ward (2002) also differs from MMSN studies in the sense that instead of trying to define the best initial conditions for the formation of the Galilean moons, they try to define the CPD's structure according to some important quantities that are regarded as free parameters and investigate the implications for the formation of satellites. Canup and Ward (2002) derive a steady-state solution for the surface density of a CPD with a size r d where material is uniformly deposited from the inner boundary of the CPD out to the centrifugal radius r c (see Figure 2.3 for an illustration) :

Σ g (r) = Ṁp 3πν          1 -4 5 rc r d -1 5 r rc 2 for r r c 4 5 rc r -4 5 rc r d for r > r c , (2.5)
where Ṁp is the mass accretion rate onto the planet and ν is the viscosity of the disk parameterized using the α turbulent model. The photospheric temperature of the disk is calculated using an equation similar to equation (3.18) and is related to Canup and Ward (2002). A mixture of gas and solids with some characteristic specific angular momentum is delivered to the CPD within a region extending from the surface of the planet out to the centrifugal radius r c . The solids are envisioned to rapidly grow up to decoupling sizes such that they mainly remain in the region inside the centrifugal radius. Gas, on the other hand, viscously spread both onto the planet and out to the outer edge of the disk at some distance r d .

the midplane temperature T m through

T m ∼ = 1 + 3 2 1 - T neb T e 4 τ 1/4 T e , ( 2.6) 
where τ ≡ κΣ g is the disk's vertical optical depth and κ is the opacity which is assumed to be constant throughout the disk. It is interesting to note that in the case of an actively supplied CPD in steady-state, the photospheric temperature is independent of the gas surface density and the disk's viscosity and hence on the choice of the α parameter. This is due to the fact that in a steady state, the product of the surface density by the viscosity is directly related to the mass accretion rate Ṁp , as can be inferred from equation (2.5). Thus, for an optically thin disk, the temperature profile is determined by the mass accretion rate. For optically thick disks, however, the choice of α and κ would affect the midplane temperature through the optical depth τ . Figure (2.4) shows surface density and temperature profiles of the CPD for a mass accretion rate Ṁp = 2 × 10 -7 M Jup yr -1 , α = 5 × 10 -3 and κ = 10 -4 cm 2 g -1 , and a disk size r d = 150 R Jup and centrifugal radius r c = 30 R Jup . For the parameters adopted, the surface density peaks at ∼10 3 g cm -2 , orders of magnitude lower than in MMSN models. For the adopted accretion rate, considering that the system of Galilean satellites possesses a total mass of ∼ 2 × 10 -4 M Jup and if the inflowing material was of solar composition (i.e., the dust-to-gas mass ratio was 10 -2 ), a mass of solids equivalent to that of the satellites would have been brought to the CPD in ∼10 5 years. Similarly to the MMSN models however, the use of the low gaseous opacity is necessary to allow for water ice to be stable in the region of Canup and Ward (2002) showing (a) the surface density, (b) aspect ratio, (c) temperature and (d) temperature vs. pressure profiles of a CPD obtained with Ṁp = 2 × 10 -7 M Jup yr -1 , α = 5 × 10 -3 and κ = 10 -4 cm 2 g -1 . Disk midplane and photospheric temperatures are shown by the solid and dashed lines, respectively. Stars show the current position of the Galilean satellites. The dot-dashed line in (d) shows the water ice stability curve. For the adopted parameters, the disk is optically thin even in the region of the regular satellites so that the midplane and effective temperatures are similar and independent of α.

Chapter 2 the outer satellites. If the absorption by micron and submicron sized grains were to be important, the opacity of the disk would have been substantially higher with κ ∼ 10 -1 -1 cm 2 g -1 . In this case, the CPD would be optically thick in the region of the regular satellites and its midplane temperature 200 K even for substantially lower accretion rates.

In the gas-starved model, the radial extent of the Galilean system is accounted for by assuming that solids are delivered to the CPD as they are entrained with the inflowing gas. Therefore, the initial solids should be brought in the form of small dust grains that couple with the gas in the circumsolar disk and then rapidly grow up to decoupling sizes within the CPD to prevent their viscous spreading, resulting in satellitesimals remaining in the region enclosed by the centrifugal radius. Canup and Ward (2002) argue that any solids with sizes 1 m would effectively couple with the gas and be delivered to the CPD. However, their criterion is more appropriate to marginal coupling and perfect coupling with the gas flow would rather imply solids with sizes 0.1 mm. This more restrictive size range could have severe implications for the proposed scenario that will be further discussed in the subsequent chapters.

Based on the above framework, Canup and Ward (2006) investigated the growth of Galilean satellites in an evolving CPD where Ṁp decreases over time. In a gasstarved CPD, the growth timescale of a satellite would be regulated by the time necessary to deliver an amount of solids M s to a satellite's feeding zone. Canup and Ward (2006) find this timescale can be approximated as

τ acc ≈ Σ g πr 2 c f Ṁp M s 4πrHΣ g 4/5 , (2.7)
where f is the dust-to-gas mass ratio of the inflowing material. The accretion timescale depends inversely on the distance from Jupiter (contrary to accretion in a system with a fixed mass where the orbital timescale regulates growth), with τ acc ∝ r -4/5 , because outer satellites have a larger surface area to collect material. A satellite will effectively grow up to a mass m crit for which τ acc ∼ τ I , i.e., the timescale for further growth is comparable to the type I migration timescale. From Canup and Ward (2006), this critical mass corresponds to

m crit M Jup ≈ 5.4 π C I 5/9 H r 26/9 (αf ) 2/3 (Ωτ G f ) 1/9 (2.8) ≈ 5.6 × 10 -5 χ 3.5 C I 5/9 h 0.1 26/9 r/r c 0.5 10/9 αf 3 × 10 -5 ,
(2.9)

where χ = [(1 week/(2π/Ω))(τ G /10 7 years)] 1/9 and τ G = M Jup / Ṁp is Jupiter's growth timescale, and m crit is comparable to the masses of the Galilean satellites for reasonable choices of parameters. The type I migration timescale is generally Chapter 2

shorter than τ G , especially in the early stages when the CPD is denser, so that many satellites would form and be lost to Jupiter. Canup and Ward (2006) argue that the competition between formation of satellites and their loss through inward migration set the mass ratio between the satellites systems and their primary, which is ∼10 -4 for Jupiter, Saturn and Uranus. As accretion onto Jupiter wanes, the surface density of the CPD decreases and the type I migration timescale lengthens. The Galilean satellites we see today would therefore be the last surviving satellites that formed around Jupiter. Earlier generations would mainly consist of rocky moons due to the higher temperature of the CPD, whereas in the waning disk, ice could have been stable beyond Ganymede's current orbit.

There exist some variations of the Canup andWard (2002, 2006) scenario, and notably the work by Sasaki et al. (2010) which introduces two important changes with respect to the original gas-starved model. Firstly, Sasaki et al. (2010) argue that the opening of a gap by Jupiter, combined with the short viscous timescale of the CPD (for values of α ∼ 10 -2 -10 -3 ), abruptly depleted the CPD and the subsequent evolution of the satellites was "frozen" at that time. Such an assumption provides a connection with MMSN models since after Jupiter opened up a gap in the circum-solar disk, the satellites evolved in a closed system in their scenario. Secondly, Sasaki et al. (2010) argue for the existence of a magnetic cavity that truncated the CPD. The truncation of the disk can act to halt the migration of the satellites at the edge of the cavity (e.g., [START_REF] Ogihara | Eccentricity Trap: Trapping of Resonantly Interacting Planets Near the Disk Inner Edge[END_REF], Liu et al. 2017), preventing them from falling onto Jupiter and favoring the formation of resonant chains (Ogihara and Ida 2012). The existence of a magnetic cavity around Jupiter is uncertain and has been postulated as an analogy with young T Tauri stars around which such cavities are inferred. Jupiter could have opened up a magnetic cavity if the magnetic coupling with its CPD was strong enough to allow for efficient transfer of angular momentum. The existence of the cavity therefore relies upon the strength of young Jupiter's magnetic field and the ionization level of the inner CPD. Nevertheless, the magnetic cavity might well be needed (at some point) to account for the subcritical rotation rate of Jupiter and giant planets in general [START_REF] Takata | Despin Mechanism for Protogiant Planets and Ionization State of Protogiant Planetary Disks[END_REF]Stevenson 1996, Batygin 2018). If Jupiter could sustain a magnetic cavity at the time of accretion of its satellites but Saturn couldn't (because of e.g., a colder environment and a weaker magnetic field), it might explain the different architectures of their satellites system according to Sasaki et al. (2010).

Concluding remarks

The proposed scenarios for the formation of the Galilean satellites in a circumplanetary disk are mainly constrained by the observed properties of the moons. The Chapter 2 presence of water ice as a main constituent of Ganymede and Callisto (and their survival against inward migration) constrains the structure of the gaseous disk at the time of accretion of the moons. The inferred only partially differentiated state of Callisto, on the other hand, constrains the accretion timescale of the moons and thus the structure of the satellitesimal disk out of which they accreted.

The gas-starved model developed by Canup andWard (2002, 2006) has received more attention than MMSN models and has been well accepted as a plausible scenario for the formation of the Galilean satellites. Both semi-analytical (Alibert et al. 2005, Sasaki et al. 2010) and N-body (Canup andWard 2006, Ogihara andIda 2012) investigations of the accretion of satellites in this framework showed the ability of the model to produce Galilean like systems for reasonable choices of the mass accretion rate onto Jupiter and turbulence level of the disk.

However, these investigations suffer from important limitations. Whereas it is envisioned that the CPD is fed with small dust grains entrained with the gas flow, all the investigations performed so far assume that satellites' growth proceed through the accretion of large satellitesimals aerodynamically decoupled from the gas. In the N-body simulations of Canup and Ward (2006) and Ogihara and Ida (2012), the inflow of solid material is mimicked by adding particles with masses 10 -8 -10 -6 M Jup to the CPD. For objects with densities of 2 g cm -3 , this corresponds to sizes of ∼100-600 km. In the study by Sasaki et al. (2010), the size of the satellitesimals is not specified but they are considered as fully decoupled from the gas and are only removed due to accretion by simulated satellites' seeds while constantly replenished with the gas inflow. This results in a pile-up of the solid components in the CPD whose solid-to-gas mass ratio is increased by one to two orders of magnitude over the simulated timescales. Given our current understanding of dust evolution in gaseous disks (see section 1.2.2), we can reasonably consider that these are in fact poor descriptions of the evolution of the system in an actively-supplied CPD. The fragmentation and drift of dust grains limit their growth to Stokes number that are generally below unity which implies a rapid depletion of solids through radial drift. The growth of satellites is therefore most likely to proceed through pebble accretion in a gas-starved framework (section 1.2.3). This will be discussed in the next chapter.

Another questionable point of the gas-starved model is the assumption that the inflowing material has a solar dust-to-gas mass ratio. The current picture of the formation of giant planets implies a cut-off in the accretion of solids after the completion of its core, much earlier than the late stages when the satellites would accrete. The flow structure around an accreting gas giant found in hydrodynamical simulations is also hinting towards the accretion of dust depleted material in the late stages of its growth (e.g., Tanigawa et al. 2012). This could have dramatic Chapter 2 implications for the global picture of satellites formation around jovian planets. This is discussed more thoroughly in Chapter 4 where a new scenario for the delivery of solid material to the circum-jovian disk is presented.

Chapter 3

Pebble accretion in the Galilean System

Introduction

One of the peculiar characteristics of the Galilean system is the radial gradient in the mean density of the satellites which suggests an increasing water mass fraction of the moons with increasing orbital distance. The inferred bulk composition of the innermost satellite, Io, and that of the two outer satellites, Ganymede and Callisto, is consistent with their formation inward and outward of the snowline, respectively (e.g., Lunine and Stevenson 1982, Mosqueira and Estrada 2003a, Canup and Ward 2002, Mousis and Gautier 2004). However, the origin of the low water content of Europa (∼8% by mass) remains more elusive. An intriguing possibility is that the overall compositional gradient is due to post-formation processes such as outgassing driven by dissipation of tidal energy in the interiors of the satellites. In this case, both Io and Europa could have started from a composition similar to that of Ganymede and Callisto and lost their volatiles over time. However, given the inferred values of tidal energy dissipated within Europa, efficient loss of water would require that all the available heat goes into the vaporization of water in localized "hot spots", which seems rather unlikely (Canup and Ward 2009) although detailed studies are currently lacking.

Therefore, Europa's water content is generally seen as the result of the accretion of the satellite both inward and outward of the snowline, in proportions averaging out to its current composition (e.g., Canup and Ward 2009). This could be due to i) the migration of Europa inward of the snowline during its growth, ii) the progressive cooling of the CPD and hence inward migration of the snowline during the satellite's formation or iii) an interplay between the two mechanisms (Alibert et al. 2005, Sasaki et al. 2010, Ogihara and Ida 2012). Detailed investigations of Chapter 3 these hypotheses remain limited by the current understanding of the structure of disks and their evolution as well as that of migration of the satellites. Dwyer et al. (2013) investigated the evolution of the ice/rock ratio of accreting satellites using N-body simulations in a gas-starved framework (Canup and Ward 2002, 2006, Sasaki et al. 2010). They find that reproducing the steep compositional gradient among the Galilean satellites is very difficult and that their Io and Europa analogues accrete substantial amounts of ice during their growth. However, Nbody simulations are limited to the investigation of large satellitesimals although it is envisioned that the CPD is replenished by inflowing material carrying small and aerodynamically coupled dust grains during satellites growth. The whole picture of the accretion of the satellites might in fact be different in an actively-supplied disk.

In the following, the evolution of solid particles of different sizes embedded in a circum-jovian disk is presented. The dynamical evolution of the solids take into account the effects of aerodynamic drag and turbulent transport. The evolution of the surface temperature is also tracked along with the sublimation of water ice, thereby allowing to follow the ice/rock ratio of the objects which is compared to the corresponding values inferred for the satellites. We show that pebbles could provide a good match to the overall composition of the satellites and can account for the low water content of Europa. We argue that satellites growth in a gas-starved scenario would in fact proceed through pebble accretion (rather than satellitesimal accretion) and derive the expected grain sizes, pebble accretion efficiencies and accretion timescales of the satellites in the CPD.

Methods

The details of the particle transport model are presented below. The CPD's surface density is given by equation 2.5 and the temperature profile is given by

T d ≈ 225 r 10 R Jup -3/4 Ṁp 10 -7 M Jup yr -1 1/4 K, (3.1)
which was derived assuming an optically thin disk to avoid complications due to the uncertain opacity of the CPD (Sasaki et al. 2010). The derivation of the gas radial and azimuthal velocities, based on the study by Takeuchi and Lin (2002), is described as well as the particle tracking model which is based on the work by Ciesla (2010Ciesla ( , 2011)).

Gas dynamics

As we are interested in the transport of solids within a gaseous disk, it is important to consider the velocity field of the gas. For simplicity, we assume that the gas Chapter 3

is in hydrostatic equilibrium in the vertical direction and the gas has no vertical velocity. In the radial direction however, the generally outward pressure gradient force causes the gas to rotate at a slightly subkeplerian velocity. The equation of motion of a gas parcel in the radial direction is given by

rΩ 2 g = GM r R 3 + 1 ρ g ∂P ∂r , (3.2)
where Ω g is the rotation frequency of the gas, M is the mass of the central object and R is the distance of the gas parcel from this object. Assuming P = c 2 s ρ g , this gives the well known relation for the gas orbital velocity v φ,g (see e.g., Weidenschilling 1977)

v φ,g ≡ v K -ηv K ≈ v K + 1 2 c 2 s v K ∂ ln P ∂ ln r , (3.3)
where v K is the keplerian orbital velocity and η is a measure of the gas pressure support.

The radial velocity of the gas can be inferred from the azimuthal momentum equation of the viscous gas,

ρ g v r,g ∂ ∂r (rv φ,g ) = 1 r ∂ ∂r (r 2 T rφ ) + ∂ ∂z (rT φz ) . (3.4)
where T rφ and T φz are the shear stresses expressed as (e.g., Takeuchi and Lin 2002)

T rφ = rνρ g ∂Ωg ∂r
and

T φz = rνρ g ∂Ωg ∂z .

(3.5) Equation 3.4 directly yields the expression for the radial velocity of the gas :

v r,g (z) = ∂ ∂r (r 2 Ω g ) -1 1 rρ g ∂ ∂r r 3 νρ g ∂Ω g ∂r + r 2 ν ρ g ∂ ∂z ρ g ∂Ω g ∂z , (3.6)
where we used the fact that v φ,g = rΩ g and replace the shear stresses by their expressions.

The gas density in the vertical direction assuming hydrostatic equilibrium is given by

ρ g (r, z) = ρ 0 (r)e -z 2 2H 2 g , (3.7) with ρ 0 (r) = Σ g √ 2πH g . (3.8)
This set of equations allows to determine the radial velocity of the gas flow as a function of the distance to the planet and height above the disk midplane. Note that the density-weighted average of equation 3.6 over z results in the mean
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s accretion flow velocity v acc derived by Lynden-Bell and Pringle (1974),
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v acc = - 3 Σ g r 1/2 ∂ ∂r (νΣ g r 1/2 ) .
(3.9)

Figure 3.1 represents the radial velocity vertical profiles calculated at different distances from Jupiter and for different values of α. The velocity profiles are poorly influenced by the distance from the central planet. Instead, they strongly depend on the disk's viscosity where higher levels of turbulence result in larger velocities (both inward and outward) and consequently faster evolution of the disk. The velocities are small and slightly positive (outward) close to the midplane while at greater heights, namely in the less dense parts of the disk, they become larger and negative (inward). Such profiles have already been detailed in several studies of protoplanetary disks (PPDs) (e.g., Takeuchi and Lin 2002, Keller and Gail 2004, Ciesla 2009). It should be noted that such velocity profiles have not been found in turbulent simulations of disks (Fromang et al. 2011) because the Magneto-Rotational Instability (MRI), which is the source of turbulence in these simulations, results in non-uniform effective viscosity in the vertical direction. Also, the turbulence driven evolution of disks has been highly questioned in the recent years and PPDs as well as CPDs might in fact not be viscously evolving (see [START_REF] Turner | Transport and Accretion in Planet-Forming Disks[END_REF], for a review on angular momentum transport processes). However, the outward radial velocity in the midplane of CPDs has been evidenced in several 3D hydrodynamic simula-Chapter 3 tions (Tanigawa et al. 2012, Klahr andKley 2006) as well as in MHD simulations (Gressel et al. 2013) and [START_REF] Batygin | On the Terminal Rotation Rates of Giant Planets[END_REF] even describes CPDs as de-cretion disks. It is therefore unclear, given the current knowledge of the structure of CPDs and PPDs, whether or not the radial velocity profiles derived here are realistic.

Particles dynamics and thermodynamics

The lagrangian integrator developed to investigate the transport of solids in disks is described in the following. The model includes the effect of gas drag and turbulent diffusion on the evolution of solid particles. Because solids are not pressure supported, they rotate at keplerian velocities and feel a headwind due to the slightly sub-keplerian motion of the gas. Solids therefore transfer angular momentum to the gas via friction forces on a timescale called the stopping time of the particle t s . This quantity generally depends on the size of the particle R s , the gas density and the relative velocity v rel between the particle and the gas. Assuming that solids are spherical particles, the stopping time can be expressed as (Perets andMurray-Clay 2011, Guillot et al. 2014)

t s = ρ g v th ρ s R s min 1, 3 8 v rel v th C D (Re) -1 , ( 3.10) 
where v th = 8/πc s is the gas thermal velocity, ρ s the density of the solid particle, assumed to be 1 g cm -3 regardless of its size. The dimensionless drag coefficient C D is a function of the Reynolds number Re of the flow around the particle (Perets and Murray-Clay 2011):

C D = 24 Re (1 + 0.27Re) 0.43 + 0.47 1 -e -0.04Re 0.38 . (3.11)
The Reynolds number is given by (Supulver and Lin 2000) as

Re = 4R s v rel c s l g , (3.12)
where l g 5 × 10 -9 /ρ g (g cm -3 ) is the mean free path of the gas. The stopping time is divided into two regimes. The Epstein regime is valid when the particle size is smaller than the mean free path of the gas. In this case, the stopping time does not depend upon the relative velocity between the particle and the gas. When the particles are larger than the mean free path of the gas, the gas should be considered as a fluid. In such a case, the stopping time depends upon the relative velocity and the Reynolds number of the flow.
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The equation of motion of the particles within the CPD is then given by

dv s dt = - GM p R 3 R - 1 t s (v s -v g ), (3.13)
where M p is the mass of the central planet (here Jupiter), R the position vector of the particle, v s its velocity vector and v g is the velocity of the gas. The equation is integrated with an adaptive time step ODE solver1 (Brown et al. 1989), using Adams methods for particles with sizes down to 10 -3 m and the implicit backward differentiation formula scheme to integrate the motion of lower size particles whose small stopping times imply a too restrictive time step for an explicit scheme (the time step should be smaller than the stopping times of the particles). The use of the implicit scheme ensures the stability of the method regardless of the timestep used but limits its order to 5, whereas the order of the classical integration scheme might be up to 12. In either case, step sizes and method order are automatically selected by the solver to satisfy the supplied error tolerances. Here we have applied error tolerances of 10 -6 when the implicit backward differentiation formula method was used and 10 -8 otherwise. Small dust grains (∼µm) have very short stopping times (e.g., t s Ω -1 K ), meaning that they quickly become coupled with the gas. On the other hand, large planetesimals (tens or hundreds of kilometers in radius) have long stopping times (t s Ω -1 K ) and their motion is hardly affected by the friction with the gas. Intermediate planetesimals, with sizes in the ∼cm-m range, efficiently loose angular momentum but on timescales that are too long to allow them to become coupled with the gas. These bodies thus always feel a headwind and they continue loosing angular momentum, causing them to rapidly drift inward towards the central planet. The solids that experience the most rapid inward drift are those whose Stokes number St, namely the stopping time multiplied by the local keplerian frequency (Ω K t s ), is of order unity.

Figure 3.2 represents the mid plane radial velocity of particles as a function of their Stokes number (left panel) as well as the size associated with the Stokes number (right panel) for solids at a distance of 15 R Jup from Jupiter. The left panel of Figure 3.2 shows a comparison of the velocity of particles in the simulation (black dots) with that derived from the analytical formula (see e.g. Birnstiel et al. 2012) : Jup yr and α = 10 -3 . The solid line shows the solution of the analytical formula given by Equation 3.14 which fits well the results of our integration. Small dust grains with sizes smaller than ∼ 10 -3 m have a slightly positive velocity which is that of the gas at the midplane (v r,g 0.15 m s -1 ). Overall, there is more than one order of magnitude difference between the velocity of pebbles (solids with St ∼ 1) and those of the larger (St 1) and smaller (St 1) particles. Right: correspondence between the Stokes number and the size of the particles.

v r,s = - 2St 1 + St 2 ηv K + 1 1 + St 2 v r,g . ( 3 
mechanism affecting the motion of solids is turbulent diffusion. Turbulent eddies can entrain particles during their cohesion timescale and would efficiently mix radially and vertically small dust grains that couple well with the gas. The motion of solids due to turbulence is modeled following Ciesla (2010Ciesla ( , 2011) ) with a stochastic kick in the position of the particle (see also Charnoz et al. 2011). Additional advection terms are also added to account for the non uniform background gas density and diffusivity of solids (see eq. 3.17). Accounting for all transport mechanisms, the new position of a solid particle along any axis of a cartesian coordinate system after a timestep dt can be expressed as (Ciesla 2010, 2011, Charnoz et al. 2011)

x(t + dt) = x(t) + v adv dt + R 1 2 σ 2 D p dt 1 2 , (3.15)
where x stands for any cartesian coordinate, R 1 ∈ [-1; 1] is a random number, σ 2 the variance of the random number distribution, D p the diffusivity of the solid particles and v adv is the term accounting for the non uniform density of the gas in which the particles diffuse as well as the non uniform diffusivity of the particles, and the forces experienced by the particle, namely the gravitational attraction from the central planet and the gas drag (see eq. 3.17). D p is related to the gas diffusivity through the Schmidt number Sc as (Youdin and Lithwick 2007)

Sc ≡ ν D p ∼ 1 + St 2 , (3.16)
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implying that solids with large Stokes number are not significantly affected by turbulence. The advective velocity v adv is given by (Ciesla 2010, 2011, Charnoz et al. 2011) (3.17) where the two first terms account for the gradients in gas density and solid diffusivity and the last term is the velocity of the particle determined from its equation of motion (eq. 3.13).

v adv = D p ρ g ∂ρ g ∂x + ∂D p ∂x + v s,x ,
The sublimation of water ice is also included in our model to track the evolution of the ice fraction of the solids during their transport within the CPD. This ice fraction is compared with the present water content of the Galilean satellites. The surface temperature of the solids is calculated following the prescription of D 'Angelo and Podolak (2015), in which several heating and cooling mechanisms are considered. The main heat source is the radiation from the ambiant gas at the local temperature T d . Friction with the gas also heats up the surface of the body. Water ice sublimation on the other hand is an endothermic process that substantially lowers the surface temperature. Finally, energy is radiated away from the surface at the surface temperature of the body. Taking into account all the heating and cooling sources, and considering that these processes only affect an isothermal upper layer of thickness δ s , the evolution of the surface temperature T s of the solid is given by (D'Angelo and Podolak 2015)

4 3 π R 3 s -(R s -δ s ) 3 ρ s C s dT s dt = π 8 C D ρ g R 2 s v 3 rel +4πR 2 s s σ SB T 4 d -T 4 s + L s dM s dt , (3.18)
where R s is the radius of the particle, C s is the specific heat of the material set to 1.6 × 10 3 J kg -1 K -1 (specific heat of water ice at ∼200 K), s is the emissivity of the material, σ SB is the Stefan-Boltzmann constant and L s is the latent heat of sublimation of water ice (L s = 2.83 × 10 6 J kg -1 ). Usually, the heating due to gas friction has a negligible effect so that the surface temperature of the bodies tends to equal that of the disk when water ice sublimation is not significant. On the other hand, when sublimation is important, the surface temperature can be significantly lowered (see Section 3.3 and Figure 3.5 for more details). The resulting mass loss rate due to water ice sublimation is then given by where P v (T s ) is the equilibrium vapor pressure of water over water ice at the temperature T s , µ s the molecular weight of water and R g the ideal gas constant. The above expression is neglecting the effect of the partial pressure of water and holds in vacuum. In practice, P v should be replaced by (P v (T s ) -P H 2 O (r)) in Equation 3.19, with P H 2 O (r) the partial pressure of water vapor in the disk. However, we do not follow the evolution of the water vapor in this study and the initial composition of the CPD is uncertain as water was most likely in condensed form at Jupiter's orbit. Our expression therefore yields to "colder" snowlines as the sublimation of water ice should be inhibited whenever P H 2 O > P v in more realistic conditions. The equilibrium vapor pressure P v (T s ) is computed from Fray and Schmitt (2009) :

dM s dt = -4πR 2 s P v (T s ) µ s 2πR g T s , ( 3 
ln P v (T ) P t = 3 2 ln T T t + 1 - T t T γ T T t (3.20) γ T T t = 6 i=0 e i T T t i (3.21)
where P t = 6.11657 × 10 -3 bar and T t = 273.16 K are the pressure and temperature of the triple point of water respectively. The coefficients e i are given in Table 3.1. The thickness of the isothermal layer is given by D' Angelo and Podolak (2015) as

δ s = min R s , 0.3 K s σ SB T 3 s (3.22)
where K s is the thermal conductivity of ice (∼ 3 W m -1 K -1 at 200 K). At a surface temperature of 150 K the thickness of the isothermal layer is δ s ∼ 4.7 m while at Chapter 3 200 K it is reduced to ∼2 m. For the sake of simplicity, we do not consider here a mixture of ice and rock that would primarily have a slightly lower specific heat and a slightly higher thermal conductivity. The impact on the sublimation of water ice would nevertheless be minor as D 'Angelo and Podolak (2015) demonstrated that the differences in the ablation rates among completely icy and mixed composition bodies are no more than ∼10%.

The equations depicting the surface temperature evolution and mass ablation rate are integrated together with the equation of motion of the particle. The change in radius caused by ice ablation is taken into account during the determination of the stopping time and consequently in the motion equation of the particle. For the sake of simplicity, we assume that the density of the solids is not modified during ice ablation and the radius of the particle is therefore always given by Rs = (3M s /4πρ s ) 1/3 . This is equivalent to considering that the porosity of the body increases when ice sublimates.

In the next section, we apply the model to a steady-state circum-jovian disk and investigate the evolution of solids with different sizes.

Results

Figure 3.3 presents the results of simulations with initial sizes of 10 -6 , 10 -1 , 1, 10 3 and 10 4 m, to illustrate their very different behavior in terms of dynamics and thermodynamics. We applied our model to particles of different initial sizes (10 -6 , 10 -1 , 1, 10 3 and 10 4 m) and tracked the dynamical and compositional evolution over a short timespan (although the simulations actually span ∼ 4×10 5 Ω -1 K,25R Jup , which is orders of magnitude larger than the expected collisional timescale within the CPD). Specifically, one thousand particles per size bin were initially released in the midplane of the CPD at distances ranging between 20 and 35 R Jup . At the beginning of the simulation, all particles have an ice mass fraction f ice = m ice /m tot = 0.5. The CPD is assumed to be in steady-state with Ṁp = 10 -7 M -1

Jup yr and α = 10 -3 which gives the surface density and temperature profiles drawn on Figure 3.4, allowing to focus the results on solids' evolution. The inner edge of the disk is set equal to 3.5 R Jup . Solids crossing this distance are considered lost to the planet, implying that their motion is no longer integrated. In Figure 3.3, we display the rock mass fraction (f rock = 1 -f ice ), height and distance to Jupiter of the solids as a function of time.

The different dynamical behavior as a function of particle size is well illustrated in solids are already distributed vertically and this distribution does not significantly change further in time. As expected, larger solids concentrate more in the midplane of the disk whereas micron sized dust particles are efficiently entrained by turbulence and follow the distribution of the gas. It is important to note that the vertical position of the solids (Figure 3.3) is represented in units of the gas scale height H g (r) at the radial position of the particle. The radial drift of the particles also follows a well-known trend with very small particles (micron-sized) being well coupled with the gas, intermediate-sized particles (1cm-1m) drifting inward at a high pace, and large particles (≥1 km) drifting inward and diffusing outward at a very low pace.

Regarding the compositional evolution of the particles, some clear trends emerge (see Figure 3.3). It appears that size strongly influences the ability of a given particle to retain water while drifting inward. In short, larger bodies are able to retain significantly more water than the smaller ones. For example, meter-sized bodies located inside of ∼12 R Jup have lost all their water after 27 years of evolution whereas kilometer-sized bodies (fourth row of Figure 3.3) have retained most of their water at the same location. The same applies for 10 3 and 10 4 m solids after 270 and 2700 years of evolution. It is also interesting to note that due to their limited inward drift and rather long sublimation timescales, water-free and water-rich kilometersized bodies can coexist at the same location, a feature that is not observed among the smaller particles.

The origin of such compositional evolution as a function of particle size is twofold. First, from Eq. 3.19, one can derive that the ablation timescale at a given location of a particle is M s (dM s /dt) -1 ∝ R s , implying that larger particles retain more water than smaller ones. Second, because water ice sublimation is an endothermic process, it cools down the surface temperature of large particles efficiently for longer time. Considering negligible the heating due to friction with the 3.23. The high water ice ablation rates suffered by these bodies efficiently cools down their surface temperatures in the inner part of the disk, making them substantially depart from the ambient gas temperature. However, 10 cm bodies cannot retain water ice below ∼10 R Jup so that their surface temperature is that of the ambient gas interior to this distance.

gas and that an equilibrium is rapidly attained, Equation 3.18 reduces to

s σ SB (T 4 d -T 4 s ) = L s P v (T s ) µ s 2πR g T s . (3.23)
When the release of sublimation heat is important (right-hand side of the equation), the surface temperature of the bodies departs from that of the surrounding gas. This process is well illustrated in Figure 3.5 where the surface temperature of 10 km and 10 cm-sized planetesimals is shown (blue and yellow dots, respectively) along with the temperature of the surrounding gas (black dashed line) and the solution of Equation 3.23 (red dashed line). Closer to Jupiter, where the CPD is hotter, the temperature of these bodies departs from that of the gas because a significant amount of water sublimates at their surfaces. The surface temperature given by Equation 3.23 slightly underestimates the temperature but is a good approximation. In spite of that, the ablation timescale of 10 cm particles remains short and their water ice is entirely sublimated when they approach at distances 10 R Jup . Interior to this distance, the surface temperature of the 10 cm bodies abruptly catches up with the disk temperature. The efficient cooling during water ice sublimation and the fact that the sublimation timescale scales with the size of the object allows larger bodies to retain water over much longer timescales than their smaller siblings. Due to the very short lifetime of the solids with sizes in the 10 -1 -1 m range, we ran an other set of simulations to study in more detail their evolution within the CPD. We also extended the size range down to 10 -2 m particles.We ran simulations using 10,000 particles, released between 25 and 35 R Jup and we opted to randomly re-inject in this region the particles that cross the inner boundary of the CPD set at 3.5 R Jup . In a way, we mimic a flux of pebbles that would originate from farther locations within the CPD. The parameters of the CPD are those used in the previous simulations and the size of the particles evolve due to the effect of ice ablation only (no coagulation nor fragmentation was modeled-we discuss the expected grain size within the CPD in section 3.4.2).

Figure 3.6 shows the average water ice mass fraction f ice of solids with sizes of 10 -2 , 10 -1 and 1 m as a function of the distance to Jupiter. Due to the rapid dynamics of these solids and the fact that we re-inject them, an equilibrium is rapidly attained, meaning that the curves shown on Figure 3.6 are steady in time for a stationary CPD. These curves would however shift towards Jupiter as the disk slowly cools down compared to the drift timescale of the pebbles. During their inward migration, solids gradually loose water ice and therefore exhibit a gradient in their water mass fraction as a function of the radial distance. The solids able to transport water the farthest inside the disk are the 10 -1 m pebbles because of their very rapid inward motion. The solids with a size of 10 -2 m display a very similar behavior although their water mass fraction is shifted in the outer radial direction. This shift is due to the shorter ablation timescale of 10 -2 m pebbles compared to Chapter 3 that of the larger ones although their velocity is comparable (see Figure 3.2). Larger meter sized bodies exhibit a less steep gradient in their water mass fraction because of their much slower inward velocities. They spend a greater amount of time in a given environment than smaller pebbles causing them to be more ablated and therefore they are not able to carry as much water as 10 -1 m pebbles.

Overall, we find that the pebbles define three distinct compositional regions. In the outer region, the solids mostly retain their primordial water content because they do not suffer from substantial sublimation. In the innermost region, the solids have already lost all of their water ice and are essentially rocky. In between these two regions, the particles exhibit a gradient in their water content over an area that is ∼ 3 R Jup wide due to the combined effect of inward drift and sublimation.

Discussion

Here we put in perspective the results presented in the previous section with the current composition of the Galilean system. We try to provide some constraints on the size of the building blocks of the Jovian moons and discuss the implications on different mechanisms, such as the delivery of solids to the CPD or the migration of the satellites, which were not studied here.

Constraints on the size of the building blocks of the Galilean satellites

We presented in Section 3.3 the dynamical and compositional evolution of particles with a wide range of sizes. We find that larger objects are able to retain more water ice than smaller ones, and that the ablation timescale of planetesimals with sizes 10 4 m is significantly enhanced in hot environments due to an efficient cooling of their surfaces. While it is common to assume that solids inside the snowline are rocky whereas the ones residing outward are icy (e.g., Alibert et al. 2005, Sasaki et al. 2010), our results show that the solids embedded within Jupiter's CPD should have been (at least initially) relatively smaller than 10 3 m to ensure this. If the initial building blocks of the satellites were large (D≥10 3 m) icy objects (f ice =1), Io and Europa would probably have formed with substantially more water than they possess today. This finding is also supported by the study of Dwyer et al. (2013) which demonstrated that water loss during collisions of large planetesimals is not a sufficient mechanism to account for the formation of a water free Io and Europa with less than 10% water by mass. Conversely, if the initial building blocks of the satellites were small (D≤10 -6 m) icy particles (ice/rock=1), Io and Europa would have formed without water and Europa should be dry today.

There is only one size range that allows the direct formation of a dry Io, of a
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Europa with a low water content and of two icy moons (Ganymede, Callisto) in the outer region of the CPD, namely 10 -2 m D 1 m. More precisely, those are the only solids for which the ice-to-rock ratio could directly reflect that of the moons. Close inspection of the row of figure 3.3 representing the evolution of solids with a size of 10 3 m reveals that dry and hydrated material can coexist over a wide orbital range. It could therefore be possible to reproduce the observed gradient among the moons' composition from ∼km sized satellitesimals although it would rely on a more or less stochastic scenario of the accretion of the moons. If indeed the composition of the Galilean satellites directly reflects that of the solids they accreted, it implies that Europa could have had any water content between 0 and 50% while forming in the intermediate region (see Figure 3.6). In summary, the growth of Europa could have been restricted to this "intermediate" region, where the protosatellite would have accreted partially dehydrated, drifting material. We discuss in more details pebble accretion in the Galilean system in the following.

It should be noted that the positions of the different regions defined on Figure 3.6 do not match the current location of the Galilean satellites. Whereas it would be easy to adjust the mass accretion rate Ṁp to shift the position of the different regions, we do not want to suggest that these bodies formed in a steady disk or that they necessarily formed at the position we observe them today by doing so. These issues are further discussed in the following.

Growing the Galilean satellites through pebble accretion

In the scenario depicted in Canup and Ward (2006), the formation of satellites competes with their loss through migration so that there exists an equilibrium mass of the satellite system and many satellite generations would have formed around Jupiter, the Galilean moons we see today being the last survivors. This was supported by their N-body simulations of the accretion of the satellites. However, an important limitation of their investigation is that the solids added to the CPD to mimick the replenishment from circumsolar material were large. Although it is expected that the solids brought with the gas inflow were in the form of small dust grains, Canup and Ward (2006) added objects with a size ∼100-600 km to the CPD to keep their simulations tractable. This could be accurate if the small grains brought to the CPD rapidly grew into such large satellitesimals before being accreted by the protosatellites. However, forming large satellitesimals from dust grains would be very difficult in the CPD (see Shibaike et al. 2017, and discussion below). It is much more likely that the dust grains grew to pebble sizes and rapidly drifted inward until being either lost to Jupiter or accreted by a forming satellite. Pebble accretion hence seems a more accurate description of the growth of the satellites in a gas-starved scenario than the investigation conducted by Canup and Ward ( 2006) (although the question of how to form the seeds that would accrete the pebbles remains; see next chapter for more details).

The growth of planetary bodies through pebble accretion is a new paradigm that has been described recently (e.g., Ormel andKlahr 2010, Lambrechts andJohansen 2012) and quite successfully applied to the Solar System's planets (e.g., Lambrechts and Johansen 2014, Lambrechts et al. 2014, Morbidelli et al. 2015a, Levison et al. 2015), population synthesis models (e.g., [START_REF] Bitsch | The growth of planets by pebble accretion in evolving protoplanetary discs[END_REF]) and the formation of compact systems around dwarf stars [START_REF] Ormel | Formation of TRAPPIST-1 and other compact systems[END_REF]. However, its application to the growth of giant planets' moons remains to be investigated. The closest analogues to the Galilean moons would be compact systems such as the TRAPPIST-1 planets (the architecture of this system in fact resembles more that of the Galilean system than the architecture of Saturn's moons do), although an important difference resides in the fact that the jovian CPD could have been constantly replenished with circumsolar material throughout satellites' formation (Canup andWard 2002, 2006).

Due to the short orbital timescales within the CPD, the small dust grains brought with the inflowing material would rapidly coagulate and drift inward which would limit their growth (see section 1.2.2). In a steady-state CPD where dust grains are constantly replenished by circumsolar material and cannot grow up to decoupling sizes, the flux of pebbles through the disk would be controlled by the rate at which material is brought to the CPD. In this case, Ṁpeb ≈ f Ṁp inside of the centrifugal radius of the disk (where f is the dust-to-gas mass ratio of the Chapter 3 inflowing material). Noting that the fluxes of pebbles and gas through the CPD are Ṁpeb/gas = 2πrv r,d/g Σ d/g , the dust-to-gas mass ratio within the CPD, d = Σ d /Σ g , would approximately be

d ∼ 3 4 f αh 2 η -1 St -1 = 3 × 10 -4 f 10 -2 α 10 -3 h 0.1 2 η 0.005 -1 St 0.05 -1 (3.24)
where we have used v r,d ∼ 2Stηv K and v r,g = (3/2)ν/r. We assumed a value of the Stokes number which is typical for a drift limited size of the grains (e.g., Lambrechts and Johansen 2014). Inserting back the inferred value of d in the expression of the maximum Stokes number in the drift regime (section 1.2.2) yields St drift = 0.5 d η -1 = 0.03, in good agreement with our assumption.

We confirm this simple estimate through numerical integration of the advectiondiffusion equation of the surface density of the dust (eq. 1.23), computing the drift limited size of the grains at each timestep and radial distance until a steady-state was reached. A source term S = f Ṁp /(πr 2 c ) was added interior to the centrifugal radius to mimick the inflow of material. Figure 3.7 shows the steady-state dust-togas ratio and Stokes number of the dust grains as a function of the radial distance from Jupiter for f = 10 -2 , Ṁp = 10 -7 M Jup yr -1 and α = 10 -3 . The results are in very good agreement with the estimations above. The Stokes number of the dust grains ranges from several 10 -3 to a few 10 -2 , corresponding to sizes between a few centimeters up to a few meters, comparable with those shown on figure 3.6. The dust-to-gas mass ratio is almost constant inside of the centrifugal radius and is d ≈ 4 × 10 -4 . Outside of the centrifugal radius (marked by the vertical dotted line on figure 3.7), the dust-to-gas ratio drops rapidly due to the lack of a replenishment which further limits the growth of the dust.

Clearly, forming large satellitesimals from the dust inflow, as often assumed in investigations of satellites growth in the gas-starved framework, would be very difficult. Direct coagulation, as in the case of protoplanetary disks in general (e.g., Johansen et al. 2014), seems unable to grow particles that would decouple from the gas. Local enhancements of d due to, e.g., water vapor diffusion at the snowline [START_REF] Stevenson | Rapid formation of Jupiter by diffusive redistribution of water vapor in the solar nebula[END_REF], Schoonenberg and Ormel 2017[START_REF] Drażkowska | Planetesimal formation starts at the snow line[END_REF], could provide suitable conditions for the streaming instability and result in the localized formation of large satellitesimals. The streaming instability requires d 0.02 to operate [START_REF] Carrera | How to form planetesimals from mm-sized chondrules and chondrule aggregates[END_REF][START_REF] Yang | Concentrating small particles in protoplanetary disks through the streaming instability[END_REF] which is two orders of magnitude higher than the expected value in the CPD. Schoonenberg and Ormel (2017) and [START_REF] Drażkowska | Planetesimal formation starts at the snow line[END_REF] find enhancements of the dustto-gas mass ratio of factors ∼2-5 near the snowline which would be insufficient to trigger the streaming instability in the CPD based on our results. We also note that the gravitational collapse of an overdense dust filament would occur if the particle Chapter 3 density crosses the Roche density [START_REF] Johansen | Adding particle collisions to the formation of asteroids and Kuiper belt objects via streaming instabilities[END_REF],

ρ R = 9 4π Ω 2 G . (3.25)
At a distance of 20 R Jup , the Roche density is 10 3 the corresponding value at 1 au from the Sun. The formation of satellitesimals in the CPD via gravitational collapse thus requires particles concentrations that are much higher than those needed for planetesimals formation around the Sun. This hints toward the fact that the capture of already formed planetesimals on heliocentric orbits might well be a necessary ingredient of the growth of the satellites. This issue is further investigated in the next Chapter dedicated to the delivery of material to the circum-jovian disk.

Leaving aside the issue of the origin of the satellites seeds for now, the growth timescale of a satellite through pebble accretion might be expressed as (e.g., [START_REF] Ormel | Formation of TRAPPIST-1 and other compact systems[END_REF])

τ growth = M sat ε PA Ṁpeb , (3.26)
where M sat is the satellite's mass and ε PA is the pebble accretion efficiency. In the 2D accretion limit, valid when the scale height of the pebbles H peb R Hill,sat , an estimate of the pebble accretion efficiency is (see section 1.2.3)

ε PA ∼ 0.2 St 0.05 -1/3 0.005 η q sat 8 × 10 -5 2/3 , (3.27)
and q sat = M sat /M Jup 8 × 10 -5 for Ganymede. The Hill sphere of a satellite would be larger than the scale height of the pebbles for

q sat 8 × 10 -6 0.05 St 3/2 α 10 -3 3/2 h 0.1 3 ,
(3.28) so that most of the growth of a Galilean sized satellite would indeed proceed in the 2D Hill regime of pebble accretion. The above estimates imply a growth timescale

τ growth ∼ 4 × 10 5 q sat 8 × 10 -5 1/3 f 0.01 -1 Ṁp 10 -7 M Jup yr -1 -1 years. (3.29)
Similarly to the scenario proposed by Canup andWard (2002, 2006), the growth timescale is regulated by the inflow of material accreted by Jupiter and could therefore be long enough to account for Callisto's partially differentiated state. It is also interesting to note that the small sizes of the pebbles are favorable to the formation of partially differentiated objects as accretional heating would be mostly deposited at the surface of the accreting body and more readily radiated away (e.g., Barr and Canup 2008). The growth timescale derived above is very long but would apply Chapter 3 in the very late stages of Jupiter's accretion only. The accretion rate onto Jupiter during satellites' formation could have been as high as a few 10 -6 M Jup yr -1 in the early stages of their growth, implying satellites growth timescales that are an order of magnitude shorter initially.

Pebble accretion ends when the accreting body becomes massive enough to perturb the gas velocity in its vicinity and halt the drift of pebbles (Morbidelli andNesvorny 2012, Lambrechts et al. 2014). This occurs at the so-called pebble isolation mass which is of the order of q iso ∼ (1/2)h 3 (Ormel et al. 2017, Johansen and[START_REF] Johansen | Forming Planets via Pebble Accretion[END_REF], where h = H g /r is the aspect ratio of the disk. For values of h between 0.05-0.1, this gives maximum satellites masses of q sat,iso ∼ 6.25 × 10 -5 -5 × 10 -4 . This is an interesting alternative to the critical satellite mass defined by Canup and Ward (2006) which is a migration limited mass.

The type I migration timescale of the satellites in the CPD would be

τ I ∼ 7 × 10 5 8 × 10 -5 q sat 10 2 g cm -2 Σ g h 0.1 2 r 15 R Jup -1/2 years, (3.30)
which is comparable to the satellites growth timescale derived above but could be slow enough to allow for their survival. Migration and loss of the satellites could be critical in the pebble accretion scenario because of the rather low efficiency of the pebble accretion. The total mass (gas and solids) required to build a Ganymede mass satellite through pebble accretion is 0.05 M Jup considering an inflow with solar composition so that it could be difficult to form several generations of satellites as proposed by Canup and Ward (2006).

Also, directly reproducing the composition of the Galilean moons through pebble accretion, and particularly that of Europa, requires that each satellite accreted in a well defined region of the CPD with respect to the snowline (see Figure 3.6). This would imply that either i) the formation of the satellites was short compared to both their migration timescale and the time evolution of the CPD which was ignored here, or ii) their migration timescale was comparable to the time evolution of the CPD so that Europa moved together with the snowline as the disk cooled down over time.

Regarding i), this could be the case if the satellites were trapped into a resonant chain early on due to the existence of an inner magnetic cavity that truncated the CPD as proposed by Sasaki et al. (2010). In this scenario, the migration of the satellites would be halted and if the CPD evolved on long enough timescales (e.g., τ growth ), the temperature would not have significantly varied during the accretion of the moons. On the other hand, the migration of the satellites (Ganymede particularly) could have been tied to the evolution of the snowline due to the existence of a so-called migration trap (e.g., Bitsch et al. 2015a). Migration traps are regions Chapter 3 in the disk where the torques acting on an object vanish and the migration is therefore stalled. These traps arise when the temperature and entropy gradient becomes large in a given region. Such gradients could be associated with the water ice line due to the sharp opacity transition when the composition of the dust is taken into account. As the disk is cooling and the snowline is moving inward, so does the migration trap and trapped satellites, making ii) an interesting possibility. However, due to the short coagulation and drift timescales of the dust grains, it is possible that the opacity provided by the dust within the CPD was minor [START_REF] Ormel | An Atmospheric Structure Equation for Grain Growth[END_REF]. In this case, no steep temperature gradient would be expected at the snowline, hence no migration trap either.

Model assumptions and limitations

We discuss here some of the assumptions upon which the results presented in this chapter rely and how they might affect the conclusions drawn.

Temperature of the CPD-Here we have used a low mass accretion rate onto Jupiter, within the range of values assumed in gas-starved models, resulting in a cold CPD. This is typically done to allow water ice to be stable at the current location of Ganymede and lengthen Callisto's accretion timescale, as presented in the preceding chapter. Hydrodynamic simulations suggest that the mass accretion rate onto Jupiter would have been at least one order of magnitude higher (i.e., a few 10 -6 M Jup yr -1 ), resulting in a denser and hotter CPD than assumed in our simulations (Szulágyi et al. 2014). Lower accretion rate onto the planet would imply very low accretion rates onto the young Sun, which cannot be sustained very long against the rapid photoevaporation of the PPD (e.g., [START_REF] Koepferl | Disc clearing of young stellar objects: evidence for fast inside-out dispersal[END_REF]). The accretion rates typically used in gas-starved models might therefore be irrelevant. As regards pebble sized particles, the main implication would be that the ice rich and intermediate regions defined on figure 3.7 are shifted outward. As for larger satellitesimals, the implications are more difficult to assess. If icy objects are exposed to temperatures above the critical temperature for water, T crit ≈ 650 K, the evaporation is energy limited (e.g., [START_REF] Podolak | Interactions of planetesimals with protoplanetary atmospheres[END_REF], and their ablation timescale, τ abl ≡ M s (dM s /dt) -1 , might be expressed as

τ abl = R s ρ s L s 3σ SB (T 4 d -T 4 crit )
.

(3.31)

Applying the above expression to a 10 km sized satellitesimal embedded in a hot disk with T d = 1000 K yields τ abl ≈ 6 yr, that we might divide by a factor of 2 to account for the fact that water ice represents only half of the initial mass of the object. Although this ablation timescale appears to be very short, so are the dynamical timescales in the region of formation of the satellites (the orbital Chapter 3 period of Io is ∼2 days and that of Callisto is ∼2 weeks). Even this short ablation timescale might in fact be too long to allow for the complete loss of water from the satellitesimal before it is accreted by a forming satellite. From the expression of the mass accretion rate of an embryo embedded in a planetesimal swarm (see, e.g., Lissauer 1993), we can estimate the collision timescale τ col of satellitesimals with an accreting satellite seed in the CPD,

τ col ≈ M s Σ s πR 2 seed Ω K F g ∼ 10 -1 yr 10 g cm -2 Σ s 500 km R seed 2 × R s 10 km 3 1 F g r 10 R Jup 3/2 , (3.32)
where Σ s is the surface density of satellitesimals and F g = 1 + (v esc /v rel ) 2 is the gravitational focusing factor for objects with a mutual escape velocity v esc and relative velocity at infinity v rel . The collision timescale is therefore about one order of magnitude shorter than the ablation timescale for the 10 km satellitesimals which means that even a satellite forming in such hot regions as those considered here (T d = 1000 K) could accrete substantial amounts of water. Applying the same analysis to 100 km sized satellitesimals, we find τ col ∼ τ abl ∼ 10 2 yr, so that these objects could be dried up before they are accreted. However, as the seed grow larger, it would accrete mass at a higher rate, hence collision timescales would shorten as the satellite is growing. For a satellite near completion, with R seed = 2500 km and F g = 10 (Canup and Ward 2002), the collisional timescale for 100 km sized satellitesimals drops to ∼10 -1 yr τ abl . From these order of magnitude estimates, it appears that avoiding accretion of non negligible amounts of water would be difficult if the satellites fed from large satellitesimals, even when considering a hotter CPD.

Condensation of water-The model presented in this chapter neglects the possibility that water condenses on the surface of the particles, only water sublimation has been modeled. As condensation primarily occurs on small dust grains (e.g., Ros andJohansen 2013, Krijt et al. 2016), the compositional evolution of the 10 -6 m sized particles presented on the top row of figure 3.3 is not representative. A lot of dry particles are found at large orbital distances in our simulations. These particles were exposed to sufficiently high temperature to have their water ice sublimated and subsequently diffused outward. Rapid condensation of water vapor onto their surface in the colder regions of the CPD would in fact revert their composition to ice rich [START_REF] Krijt | Tracing Water Vapor and Ice During Dust Growth[END_REF]. The effect of condensation on pebbles or larger satellitesimals would however be moderate. As already mentioned, the condensation of water vapor could allow water ice to be stable at higher temperatures than given in our model due to the fact that sublimation rates depend upon the partial pressure of water in the disk. Finally, we also miss effects such as enhancements of Chapter 3 the dust-to-gas ratio in the vicinity of the snowline due to water vapor diffusion and subsequent condensation (e.g., [START_REF] Stevenson | Rapid formation of Jupiter by diffusive redistribution of water vapor in the solar nebula[END_REF], Schoonenberg and Ormel 2017[START_REF] Drażkowska | Planetesimal formation starts at the snow line[END_REF]. However, as argued in the above subsection, this latter effect likely had minimal effect in the CPD due to the expected low dust-to-gas ratio.

Ablation during capture-Here we have investigated the compositional evolution of satellitesimals on circular orbits within the CPD. Since it is unlikely that large satellitesimals (with sizes a few meters) were formed in the CPD, such objects should have been captured from heliocentric orbits when passing close to Jupiter and dragged onto orbits closer and closer from the planet (see, e.g., Fujita et al. 2013, D'Angelo andPodolak 2015, and the Chapter 4 for a detailed investigation). During this capture phase, the objects are initially on very eccentric orbits and exposed to hot and cold environments during orbital timescales before they are eventually circularized. Moreover, their high eccentricities imply large relative velocities with respect to the gas and thus an efficient frictional heating. Therefore, satellitesimals captured from initially heliocentric orbits could have lost substantial amounts of ice before their orbits are circularized in the region of formation of the Galilean moons. Although Fujita et al. (2013) and D 'Angelo and Podolak (2015) included the ablation of ice during capture, they do not provide evolutionary tracks of the composition of the objects so that it is difficult to assess the significance of this effect. Material ablated from satellitesimals/planetesimals during CPD crossing orbits is a potential source of small grains (that would eventually grow to pebble sizes) in the disk. The effects of ice ablation during the capture of large satellitesimals, either in terms of the induced compositional change or delivery of small grains, should therefore be further examined and quantified.

Conclusions

In this chapter, the evolution of solids with a wide range of sizes embedded within a jovian CPD was investigated using a particle tracking model. Pebbles, that drift inward at high pace, define three distinct regions in terms of their water ice content that can match the gradient in water mass fraction currently observed among the Galilean satellites. This finding is interesting because in the framework of the gasstarved scenario for the origin of the moons (Canup andWard 2002, 2006), where solids are supposedly brought to the CPD in the form of small dust grains, pebble accretion would likely be the main growth channel of the satellites. Interestingly, the existence of a pebble isolation mass might explain the roughly similar masses of the four Galilean satellites. Similarly to the original scenario envisioned by Canup andWard (2002, 2006), the growth timescale of the satellites would be regulated by Chapter 3 the inflow of circumsolar material onto the CPD (contrary to protoplanetary disks where it is regulated by the inward drift of pebbles) and could be long enough to account for Callisto's partially differentiated state.

However, we also note some important caveats of the proposed scenario, some of which are further discussed and investigated in the next chapter.

• The gradient observed in the water ice mass fraction of pebbles in our model was found assuming that pebbles do not disrupt when crossing the snowline. In fact, it is possible that when icy pebbles cross the snowline they release much smaller silicate grains (Saito and Sirono 2011, Morbidelli et al. 2015a[START_REF] Ida | Formation of dust-rich planetesimals from sublimated pebbles inside of the snow line[END_REF] and the picture would be more complicated than that presented here.

• Considering the efficiency of pebble accretion in the CPD (eq. 3.27), it seems unlikely that multiple generations of satellites have formed around Jupiter, as proposed by Canup and Ward (2006). Instead, the loss of satellites to Jupiter through inward migration must be prevented. This conclusion supports the idea that the CPD was truncated by an inner magnetic cavity [START_REF] Takata | Despin Mechanism for Protogiant Planets and Ionization State of Protogiant Planetary Disks[END_REF]Stevenson 1996, Batygin 2018) that stalled the migration of the inner moon (Sasaki et al. 2010, Ogihara andIda 2012). It is however unclear in this context why Callisto avoided to be part of the resonant chain of satellites.

• Finally, the actual dust-to-gas mass ratio of the material accreted by Jupiter is largely unknown and, as is shown in the next chapter, would very likely be subsolar. In this case (and again considering the pebble accretion efficiency) not enough material would be processed through the disk in the final stages of Jupiter's formation to build the Galilean moons.

This final point is a weak point of the gas-starved scenario in general but is exacerbated when considering pebble accretion because several times the mass of the Galilean system should be brought to the CPD to actually build the moons. This and related issues are further discussed in the next chapter where we investigate the delivery of solid material to the circum-jovian disk.

Chapter 4

Delivery of solids to the circum-jovian disk

Introduction

The origin and delivery mechanism of the solid material necessary to build the moons is a crucial issue for the formation of the Galilean system. The spatial and size distributions of satellitesimals in the circum-jovian disk are a main component of models of satellites' growth. The starved and minimum mass models for the formation of the Galilean moons mainly differ in their assumptions regarding the distribution of solids within the CPD. Whereas the starved-disk models rely upon the fact that solid material is constantly deposited within the CPD throughout the satellites' growth, MMSN models assume that enough material to build the whole Galilean system is available at once. Therefore, a better understanding of the delivery of solids to the jovian CPD can put strong constraints on the proposed scenarios of satellites' formation.

The way solid material is delivered to the circum-jovian disk largely depends on its distribution in Jupiter's vicinity at the epoch of formation of the moons. In recent years, new ideas have emerge regarding the growth of giant planets and specifically the formation of planetesimals and subsequent accretion of solids (e.g., Ormel and Klahr 2010, Lambrechts and Johansen 2012, Johansen et al. 2014). These new theories take advantage of the aerodynamic properties of dust grains in protoplanetary disks. Dust particles whose frictional timescale due to interaction with the gas is comparable to their orbital timescale can concentrate into dense filaments in turbulent protoplanetary disks, a process known as the streaming instability. The densest parts of these filaments gravitationally collapse into large planetesimals. These planetesimals would grow by mutual collisions up to the size of Ceres or the Moon, but then it is the accretion of drifting dust grains that will Chapter 4 account for most of their growth (Johansen et al. 2015). The collisional cross section of an embryo with a drifting particle is substantially enlarged (as compared to the geometrical cross section) due to the fact that the dust grains lose angular momentum through friction with the gas and can thus spiral into the embryo. This drag assisted accretion is known as pebble accretion and can promote the growth of giant planets' cores (∼10-20 M ⊕ ) on a timescale much shorter than the typical lifetime of a protoplanetary disk (1-10 My). These theories are attractive because similar particles, the pebbles, are involved in the formation of planetesimals and their further growth. An implication, which seems supported by the observation of young circumstellar disks (see e.g., [START_REF] Testi | Dust Evolution in Protoplanetary Disks[END_REF], is that mm-cm sized dust grains should be the main carriers of the solid mass budget in protoplanetary disks. This new paradigm of giant planets' formation has been intensively studied recently but its implications for the formation of the satellites around giant planets have not been investigated.

Another important point is that the models of formation of the Galilean satellites generally consider the formation and evolution of Jupiter only (although Mosqueira et al. 2010, studied the influence of both Jupiter and Saturn on circumsolar planetesimals in the context of satellites formation). While this approach is interesting to investigate some general mechanisms applicable to any giant planet, it might be inaccurate regarding the delivery of solids to the circum-jovian disk. The other giant planets of the Solar System could have had a great influence on the distribution of solids in Jupiter's vicinity, especially at the epoch of formation of the Galilean satellites.

In this chapter, the issue of the delivery of solid material to the circum-jovian disk in light of the recent theories of giant planets formation is addressed. We begin by discussing the complications introduced by the pebble accretion scenario for the so far proposed mechanisms of solids delivery. Based on our current understanding of giant planets' growth and the evolution of dust in protoplanetary disks, we propose a framework for the delivery of material to Jupiter's CPD which rely on the existence of a massive reservoir of planetesimals at the outer edge of the gap opened by Jupiter in the circumsolar disk and investigate it through N-body simulations.

Sources of solid material

We discuss in the following the mechanisms of solids delivery proposed by Canup andWard (2002, 2006) and Mosqueira and Estrada (2003a,b), Mosqueira et al. (2010), generally associated with the gas-starved and MMSN models, respectively. Our framework for the delivery of material to the circum-jovian disk is then introduced. 

Inflow of small dust grains

In the gas-starved model proposed by Canup andWard (2002, 2006), Jupiter is still accreting material from the circumsolar disk at the time its satellites formed. Therefore, Canup and Ward assume that the CPD is constantly replenished with a mixture of solar composition having a dust-to-gas mass ratio f = 0.01. With this assumption, as Jupiter accretes the last ten percents of its current mass, ∼ 3 × 10 -1 M ⊕ of solid material would be processed through its CPD which is an order of magnitude larger than the mass of the current Galilean system.

However, the dust-to-gas mass ratio of the material accreted by Jupiter is quite uncertain. Only dust grains that are small enough to couple with the gas flow would be entrained and deposited onto the CPD. Moreover, 3D hydrodynamics simulations of a Jupiter mass planet in a protoplanetary disk show that the gas actually falling onto the CPD mostly originate from heights H g (e.g. Tanigawa et al. 2012, Szulágyi et al. 2014, 2016), where H g is the scale height of the protoplanetary disk's gas. A sketch of the flow pattern is shown on figure (4.1). This finding, combined with the fact that the pressure bump located at the outer edge of Jupiter's gap in the circumsolar disk act as a dust trap for partially decoupled solids (i.e., pebbles, Lambrechts et al. 2014), further constrains the size of the particles that could reach the CPD by following the gas inflow.

The vertical distribution of the dust grains in the circumsolar disk depends on Chapter 4

their aerodynamic properties (larger particles will settle towards the midplane of the disk) and the turbulence level of the disk (higher level of turbulence favors the vertical transport of grains). The ratio of the dust scale height H p to the gas scale height is given by Youdin and Lithwick (2007) as

H p H g = α St + α . (4.1)
Only particles for which the scale height is comparable to that of the gas would be efficiently entrained with the gas accreted onto the CPD, requiring that St α. Since it is believed that α ∼ 10 -4 -10 -2 in protoplanetary disks, the criterion for accretion of dust grains is actually more restrictive than St 1 advocated by Canup andWard (2002, 2006). Assuming that the dust size distribution follows a power-law such that n(a) ∝ a -β , where a is the size of a dust grain, the ratio of the mass contained in grains smaller than a given size a l to the total dust mass is

m(a < a l ) m tot = a 4-β l -a 4-β min a 4-β max -a 4-β min a l a max 4-β , (4.2)
where the third expression is valid for a max , a l a min , with a min and a max the minimum and maximum grain sizes of the dust size distribution, respectively. In the Epstein drag regime, valid for small grains, the Stokes number is proportional to the grain size so that equation (4.2) can be translated into

m(St α) m tot α St max 4-β .
(4.

3)

The dust-to-gas mass ratio of the accreted gas would then be

f d α St max 4-β = 2 × 10 -2 d 10 -2 α 10 -3 • 0.05 St max f , (4.4)
where d is the dust-to-gas mass ratio of the circumsolar disk at the location where Jupiter accretes material and we assumed β = 3. Even if d is enhanced locally as compared to the solar value f due to, e.g., trapping and accumulation of dust at the outer edge of Jupiter's gap, solar metallicity of the gas accreted by Jupiter would be very difficult to achieve. This issue is very problematic for the scenario proposed by Canup andWard (2002, 2006). In the previous chapter, we showed that if the main source of solids in the CPD was the inflow of small dust grains, the satellites would grow through pebble accretion as large satellitesimals would not be able to form. Considering the above estimate for the dust-to-gas mass ratio of the material accreted by Jupiter, Chapter 4 the total mass of material needed to grow Ganymede would be

M tot = M Gan ε PA f = 2 0.2 ε PA 2 × 10 -4 f M Jup , (4.5)
where ε PA is the pebble accretion efficiency as derived in equation 3.27 of the previous chapter. It would be impossible to grow the Galilean moons with such an inflow. Even if the inflow was depleted in solids by an order of magnitude as compared to solar, half the mass of Jupiter should be processed through the CPD to build its moons which would render the whole scenario very complicated.

Although dust grains brought with the gas inflow onto the CPD might well have participated in the growth of the Galilean moons, the fact that it was the only, or even the main, source of solid material seems implausible due to the difficulty to form large satellitesimals within the circum-jovian disk (see previous chapter and Shibaike et al. 2017) and the total mass required to build the moons through pebble accretion.

Capture of large planetesimals

A potential mechanism to deliver solid material to the CPD is the capture/ablation of already formed planetesimals located in the vicinity of Jupiter due to either collisions in a gas poor environment (Estrada and Mosqueira 2006) or gas drag within a gas rich CPD (Mosqueira et al. 2010). The latter mechanism is discussed here.

Planetesimals might be captured by Jupiter if they lose sufficient energy while passing close to the planet to become planet-bound. Dissipation due to gas drag as a planetesimal crosses the CPD is the most likely source of energy dissipation. This process has been numerically investigated by several authors (Fujita et al. 2013, D'Angelo and Podolak 2015, Suetsugu et al. 2016, Suetsugu and Ohtsuki 2017). Basically, these studies show that capture of large planetesimals is a viable mechanism that might have provided enough material to build the Galilean satellites. D 'Angelo and Podolak (2015) find that most of the solids' mass within the CPD is carried by the largest captured objects with radii ∼100 km in their simulations.

However, all the above mentioned investigations mainly focused on planetesimals initially located in the close vicinity of Jupiter. In the study by D' Angelo and Podolak (2015), where both the circumsolar and circum-jovian gas disks distributions were included, all the planetesimals were initially located in regions that are within the gap opened by Jupiter in the circumsolar disk. The existence of planetesimals in these regions is in fact questionable, especially at the epoch of formation of the Galilean moons. Levison et al. (2010) performed a thorough investigation of embryos' growth in the giant planets region through planetesimals accretion. Their Chapter 4 study included many physical processes besides gravitational interactions, such as collisional damping, gas drag and fragmentation. They find that none of these processes can prevent an embryo from efficiently scattering planetesimals in its vicinity, creating a gap in the planetesimal distribution and isolating itself rather than accreting material. Since it is not expected that new generations of planetesimals could form in the direct vicinity of a growing embryo, it results that the feeding zone of a growing giant planet would actually be devoid of large planetesimals. Suetsugu and Ohtsuki (2017) considered the effect of a gap in the distribution of planetesimals around a fully-formed Jupiter and find that for planetesimals on initially circular orbits (as would be expected following their formation), the capture within the jovian CPD is suppressed. This is problematic considering that the Galilean moons should have formed in the latest stages of Jupiter's formation, when a gap in the planetesimal distribution around Jupiter is expected. It is also important to note that in the current paradigm, specific conditions are needed to trigger planetesimal formation. A probable outcome is that planetesimals could have formed in localized regions of the disk only (e.g., Drażkowska et al. 2016[START_REF] Drażkowska | Planetesimal formation starts at the snow line[END_REF], Schoonenberg and Ormel 2017). The existence of a sea of planetesimals in the giant planets region to feed Jupiter's CPD (Mosqueira et al. 2010) therefore remains hypothetical.

Overall, it seems that a giant planet efficiently isolates itself from the main sources of solid material, dust grains/pebbles and planetesimals, in the late stages of its formation. A consistent picture for the delivery of solids to the circum-jovian disk is hence needed to account for the presence of the massive jovian moons.

Existence of a reservoir of planetesimals close to Jupiter

In the pebble accretion paradigm, the core of Jupiter would have accreted from the radial flux of pebbles drifting toward the Sun (e.g., Lambrechts andJohansen 2012, 2014). Such a growth mechanism would have continued up to the so-called pebble isolation mass. At this point, the core becomes massive enough so as to create a pressure bump outside of its orbit (i.e., it opens a shallow gap) that stalls the inward drift of pebbles and thus terminates efficient accretion of solids (Lambrechts et al. 2014). Once Jupiter's core reached the pebble isolation mass, estimated to be ∼20 M ⊕ (Lambrechts et al. 2014) or a factor of a few larger if viscous diffusion of pebbles was important [START_REF] Bitsch | Pebble-isolation mass: Scaling law and implications for the formation of super-Earths and gas giants[END_REF], pebbles remained trapped at the outer edge of its gap and accumulated over time. Lambrechts and Johansen (2014) provides with a simple estimate of the flux of pebbles in the circumsolar disk over time, Ṁpeb ≈ 9.5 × 10 -5 t 10 6 yr

-1/3 M ⊕ yr -1 , (4.6)
where we only show the dependence with respect to time and assume standard values for the other parameters on which this expression depends. If Jupiter reached the pebble isolation mass at 1 Myr (Kruijer et al. 2017), the above expression implies that as much as ∼84 M ⊕ of solids would have accumulated at the outer edge of its gap 1 Myr later. The accumulation of solids at the pressure bump would have provided suitable conditions for the formation of planetesimals [START_REF] Auffinger | Linear growth of streaming instability in pressure bumps[END_REF]. Therefore, a (potentially massive) reservoir of planetesimals should have built up over time outside of Jupiter's orbit, whereas the close vicinity of the planet was devoid of material.

It would be surprising were such a reservoir of material to have existed and not play any role in the formation of the jovian moons, the origin of whose building blocks remains elusive. Yet, as demonstrated by Suetsugu and Ohtsuki (2017), if the planetesimals located at the outer edge of Jupiter's gap were on initially circular and coplanar orbits, they would have mainly remained out of the giant planet's reach. However, Jupiter is not the sole giant planet of our Solar System. There is now little doubt that Saturn (and also Uranus and Neptune) was once orbiting closer to Jupiter than it is today (see e.g., [START_REF] Tsiganis | Origin of the orbital architecture of the giant planets of the Solar System[END_REF], Deienno et al. 2017). Whether the giant planets formed closer together or migrated into a compact configuration remains unclear. In either case however, Saturn could have had a great influence on the dynamics of the planetesimals residing at the outer edge of Jupiter's gap, exciting their orbits and potentially allowing their delivery to the circum-jovian disk. It is this idea that is investigated in the following.

Delivering planetesimals from the reservoir

Here we present the investigation of the orbital evolution of planetesimals initially located at the outer edge of Jupiter's gap and under the influence of both Jupiter and Saturn. In every scenario investigated, that are presented below, we assumed that Jupiter had acquired its current mass and was located at a fixed heliocentric distance of 5.4 au with initially zero eccentricity and inclination. The heliocentric distance was chosen so as to agree with the later dynamical evolution of the giant planet, suggesting Jupiter was orbiting at 5.4 au from the Sun before migrating inward to its current location at 5.25 au after the dispersal of the circumsolar gas disk [START_REF] Tsiganis | Origin of the orbital architecture of the giant planets of the Solar System[END_REF]. Assuming a fixed orbit for Jupiter does not imply that the giant planet never suffered from any migration within the gaseous disk. Nevertheless, given the many uncertainties on planetary migration and the detailed history of Jupiter's formation, it seems that such an assumption is reasonable for the purpose of investigating Saturn's influence on the delivery of material to the circum-jovian disk.
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Regarding Saturn, we explored two different cases. In the first case, we consider the possibility that Saturn formed at the outer edge of Jupiter's gap, as first proposed by Kobayashi et al. (2012). As mentioned in the previous section, the radial flux of pebbles expected within a typical protoplanetary disk imply that as much as ∼84 M ⊕ of material drifted towards the pressure bump within ∼1 My after the formation of Jupiter's core. This is potentially more than enough material to build the core of Saturn and the Galilean moons. In the second case, we consider a scenario where Saturn would have formed further from Jupiter and migrated inward until both planets were caught on a mutual mean motion resonance (MMR).

The orbital integrations were performed using the hybrid HERMES integrator available with the open source REBOUND package1 . Each simulation included 5,000 planetesimals as test particles spread between 7 and 7.5 au, and their orbits were integrated with a timestep of 10 -2 /2π yr 2 .

The following acceleration terms were added to the equation of motion of the planets to mimic eccentricity and semimajor axis damping (in the case where Saturn is migrating) due to interaction with the gas disk on prescribed timescales τ e and τ mig (e.g., Cresswell and Nelson 2008),

a mig = - v τ mig , ( 4.7 
)

a e = -2 (v • r)r r 2 τ e .
(4.8)

In the above expressions, v is the velocity vector of the planet, r its position vector and r the distance to the star. In the case where Saturn is migrating, the eccentricity damping timescale τ e was taken to be 0.01 τ mig (e.g., Lee and Peale 2002). In other cases, we used τ e = 5 × 10 3 years for both planets. We used disk profiles including a Jupiter mass planet and associated gap obtained from 2D hydrodynamic simulations performed with FARGO (Masset 2000). Figure 4.2 shows the gas distribution obtained after 300 orbits of Jupiter. We normalized the disk profiles so that the surface density at 1 AU is ∼300 g cm -2 , which corresponds to a moderately evolved disk (Bitsch et al. 2015a). We included the effect of aerodynamic drag in the equation of motion of the planetesimals, considering they have a radius of 100 km and a density of 1 g cm -3 . The acceleration term due to gas drag is

a drag = - 1 t s (v -v g ). (4.9)
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Figure 4.2: Fargo simulation of a Jupiter mass planet in a viscous disk with a constant aspect ratio of 0.05 (i.e., the scale height of the disk normalized by the orbital distance). The turbulent viscosity was accounted for following the prescription of Shakura and Sunyaev (1973) with α = 2 × 10 -3 . The radius is expressed in terms of the giant planet's semi-major axis and the gas density is in arbitrary units. This gas distribution is obtained after 300 orbits of the planet. The Fargo simulations were run by A. Crida who also kindly provided us with the above figure.
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In the above expression, v g is the velocity of the gas given by the hydrodynamic simulation when planetesimals are far from Jupiter. When planetesimals are at a distance of 150 R Jup from Jupiter or closer, the gas velocity is found assuming a keplerian velocity around the giant planet to model the interaction with the CPD. The stopping time t s is computed using the following expression (Perets andMurray-Clay 2011, Guillot et al. 2014),

t s = ρ g v th ρ s R s min 1, 3 8 v rel v th C D (Re) -1
.

(4.10)

In this expression, R s is the size of the planetesimal and ρ s its internal density.

The gas density ρ g is obtained by assuming hydrostatic equilibrium in the vertical direction with an aspect ratio of the disk h = 0.05 in the case of the PPD or it is given by the CPD prescription described below when planetesimals are close to Jupiter. The gas thermal velocity is v th = 8/πc g , c g is the isothermal sound speed and v rel is the relative velocity between the gas and the planetesimal, either in the CPD or the PPD. The dimensionless drag coefficient C D is computed as a function of the Reynolds number Re of the flow around the planetesimal (Perets and Murray-Clay 2011),

C D = 24 Re
(1 + 0.27Re) 0.43 + 0.47 1 -e -0.04Re 0.38 , (4.11)

Re = 4R s v rel c g l g .
(4.12)

The mean free path of the gas l g is taken from the prescription of Supulver and Lin (2000).

The CPD density and temperature profiles are taken from the work by Sasaki et al. (2010). The surface density is expressed similarly to Canup and Ward (2002) (see equation 2.5) and the temperature is given by We consider that planetesimals are captured within the circum-jovian disk when they are found on a bound orbit with a semi-major axis with respect to Jupiter that is less than 0.2 R Hill , where R Hill = a Jup (M Jup /3M ) 1/3 is the Hill's radius of Jupiter. This quite arbitrary threshold was chosen because it corresponds roughly to the extension of the circum-jovian disk and is plausibly deep enough in Jupiter's potential to consider the objects as permanently captured within the CPD. The orbital parameters of the planetesimals with respect to the Sun or Jupiter are computed using the dedicated tools provided in the REBOUND package. Captured planetesimals are removed from the simulation to save computing power and their orbital parameters with respect to Jupiter are stored. In the present study, we have not investigated ablation of planetesimals as they cross the CPD (see, e.g., Mosqueira et al. 2010, D'Angelo andPodolak 2015) and assumed that the captured objects remained intact.
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Case 1 : Growth of Saturn at the edge of Jupiter's gap

Here we present the results of simulations considering the growth of a body from a mass of ∼1 M ⊕ up to the mass of Saturn and located at a heliocentric distance of 7 au (with Jupiter placed at 5.4 au). The mass of the protoplanet, M Sat , is increased on a timescale τ growth ranging between 10 5 -10 6 years following

M Sat (t) = M i + ∆M [1 -exp(-t/τ growth )] , (4.14)
where M i is the initial mass of the core and ∆M is the difference between the initial core mass and the final mass of Saturn. This evolution pathway is very simplified compared to the core accretion model where an envelope is slowly contracted until Planetesimals with a perihelion q 1.5 au would interact with the embryos of the terrestrial planets, and potentially deliver water to them.

a rapid runaway gas accretion is triggered and then followed by a slower accretion phase when the planet carves a gap in the disk (e.g., Pollack et al. 1996). However, the classical picture of core accretion might be inaccurate due to the fact that the gas and solids distributions are significantly perturbed in the particular case considered here. Detailed investigations would be needed to obtain a more realistic growth pattern but we do not aim here at studying the precise evolution of Saturn.

We nevertheless varied the growth timescale to see whether some trends stand out in the final planetesimals distribution. Figure (4.4) shows the orbital evolution in the semimajor axis-eccentricity plane obtained from a simulation with Saturn growing over a timescale τ growth = 5 × 10 5 years. The eccentricity of the planetesimals is excited by Jupiter and the growing core, allowing them to cross Jupiter's orbit and be redistributed inwards or outwards. Some of the planetesimals are implanted in the main asteroid belt, whose boundaries are illustrated by the dotted box in Figure (4.4), and others have orbits that cross the region of terrestrial planets embryos (which were not included in the simulation) marked by the dashed line (see figure legend for details). Issues regarding the implantation of objects in the inner Solar System are further discussed in A matter of critical importance is the relative number of objects captured by Jupiter with respect to that of objects implanted in the Main Belt. Currently, the mass of the asteroid belt is estimated to be ∼5 × 10 -4 M ⊕ (Krasinsky et al. 2002) whereas the mass of the Galilean system is approximately ∼6 × 10 -2 M ⊕ . Although it is expected that the asteroid belt has been depleted in mass throughout its history (Morbidelli et al. 2015b), a scenario where more mass is implanted in the asteroid belt than in the CPD would be hardly reconcilable with the two orders of magnitude more massive Galilean system observed today. Moreover, it is very likely that the accretion of the jovian moons was far from being perfectly efficient, implying that more than the current mass of the Galilean system should have been embedded within the CPD.

The results of the simulations with different growth timescales are summarized in Table 4.1. The CPD capture and Main Belt implantation efficiencies are expressed as a percentage of the total number of objects initially located at the outer edge of Jupiter's gap. In all the cases investigated, we find that approximately one order of magnitude more objects end up captured within the CPD rather than being implanted in the Main Belt. We also note that some planetesimals directly collide with Jupiter in our simulations (and would be subsequently ablated in its envelope) in proportions similar to that of the captured objects. The higher capture efficiency was obtained for Saturn growing on a 5×10 5 years timescale. In this case, considering that a mass equivalent to that of the Galilean system (∼6 × 10 -2 M ⊕ ) was captured by Jupiter implies an initial mass of planetesimals of ∼0.41 M ⊕ in the reservoir and ∼5.3×10 -3 M ⊕ of material implanted in the main asteroid belt. Considering the efficiencies obtained from different growth timescales yield very similar results with an initial reservoir mass varying from ∼0.41 to 0.69 M ⊕ and a mass implanted in the asteroid belt varying from ∼5.3×10 -3 to ∼9.2×10 -3 M ⊕ . These values are crude order of magnitude estimates as the mass captured within the CPD should be higher than that of the Galilean satellites, unless the accretion was perfectly efficient. The mass implanted in the asteroid belt nevertheless compares well with that estimated in the Grand Tack scenario of Walsh et al. (2011). These authors find a primordial asteroid belt containing ∼4×10 -3 M ⊕ of planetesimals originating from beyond Jupiter's orbit.

We present here further details about the capture process of planetesimals within the circum-jovian disk. More detailed investigations on the capture process can be found in the studies by Fujita et al. (2013), Suetsugu et al. (2016) and Suetsugu and Ohtsuki (2017), as well as analytical estimates in the Hill's approximation. Gas drag is not efficient enough to allow for the direct capture within the circum-jovian disk of large planetesimals, such as those investigated in the present study, over a single passage through the CPD. Therefore, planetesimals experience a phase where they are captured on large orbits with respect to the extension of the CPD. During this phase, they cross the circum-jovian disk multiple times and their orbit gradually shrinks. Because the drag experienced by a planetesimal having a retrograde orbit with respect to Jupiter is much more efficient than that experienced in the case of prograde orbits (due to the lower relative velocity between the gas and the planetesimal in the latter case), planetesimals on retrograde orbits are more rapidly captured inside the CPD. They are however subsequently rapidly lost to Jupiter due to their fast orbital decay (see next section). This is illustrated in Figure 4.5 where the orbits of planetesimals captured in the prograde (left panel) and retrograde (right panel) directions are showed. The orbits of these objects were integrated until they were found on bound orbits with a semimajor axis with respect to Jupiter that is smaller than 0.1 R Hill . The orbits were taken from a Case 1 simulation with Saturn growing on a 5.5 × 10 5 year timescale. The planetesimal captured in the prograde direction clearly experienced many more CPD-crossing orbits before reaching our capture threshold than its sibling captured on a retrograde orbit. We note that the capture of large planetesimals, although dependant on their initial energy, generally requires that the objects approach Jupiter at a distance 10 -2 R Hill for the CPD's parameters adopted here. To test the sensitivity of the capture efficiencies on the capture threshold imposed, we ran a full Case 1 simulation with a 0.1 R Hill capture threshold. We obtained a capture efficiency of 14.6%, in very good agreement with the results obtained using the less restrictive threshold.

Figure 4.6 shows an example of the heliocentric orbital evolution of a planetesimal before it is captured within the jovian CPD. The top panel shows the evolution of the semimajor axis (solid lines), perihelion and aphelion distances (dotted lines) of Jupiter (red), Saturn's core (black) and the planetesimal (blue). The bottom panel shows the corresponding evolution of the radial distance of the planetesimal relative to Jupiter (gray line) and Saturn's core (black line). Initially, the semimajor axis and the eccentricity of both Saturn's core and the planetesimal oscillate due to their proximity with the outer 3:2 MMR with Jupiter located at ∼7.2 AU. The planetesimal experiences a close encounter with Saturn's core after ∼3.05 kyr, which can be identified in the bottom panel of Figure 4.6. This interaction yields Chapter 4 an abrupt change of the semimajor axis of the planetesimal, from ∼7.5 to ∼6.9 AU, and an increase of the eccentricity, originally varying around a value of ∼0.03, up to a value of ∼0.13. This event triggers a more chaotic evolution of the planetesimal which interacts with Jupiter several times, further increasing its eccentricity to values close to 0.4 after it is scattered inward of Jupiter's orbit at 3.24 kyr. Interestingly, the planetesimal experiences two encounters with Jupiter soon before it is captured, at 3.76 and 3.81 kyr, both bringing its semimajor axis closer to that of Jupiter and reducing its eccentricity down to a value of ∼0.04. Due to the chaotic evolution of the planetesimals before their capture, a typical evolution is not easy to define but we find that captured planetesimals generally experience a close encounter with Saturn's core, triggering a chaotic phase of evolution during which their eccentricity is high and they interact several times with Jupiter. We find that the eccentricity of a planetesimal is often reduced following a close encounter with Jupiter right before the object is captured and is generally 0.2 then.

Case 2 : Migration of Saturn toward Jupiter

Another plausible scenario is that Saturn formed further from Jupiter and migrated inwards rapidly (before possibly opening its own gap), thereby catching up with Jupiter until the giants were caught in a mean motion resonance (MMR). Contrary to Case 1, this scenario does not constrain a precise location for the formation of Saturn. The formation of Saturn in the more distant regions of the disk could be the mere result of the initial distribution of material in the disk and the stochastic nature of accretion (e.g., Levison et al. 2015), or, it could be the result of self-organization in the disk when Hall effect is considered. The self-organization results in zonal flows which naturally creates axisymmetric dust traps at different radial distances whose number and locations depends on the magnetic flux and intensity of the Hall effect (Béthune et al. 2016).

To investigate such a scenario, we conducted simulations where Saturn started at 12 AU and then migrated on different timescales towards Jupiter. We considered a fully formed Saturn to highlight the effect of the migration timescale on the final distribution of planetesimals. For the sake of simplicity, we turned off the semimajor axis damping when Saturn is caught in the 2:1 MMR with Jupiter to avoid unphysical crossing of the resonance. Whether Jupiter and Saturn end up in their mutual 2:1 or 3:2 MMR is nevertheless not critical for the delivery of planetesimals. Also, given the many uncertainties in the formation history of the giant planets and considering our very simplified model, we do not aim here at exploring the full range of possible parameters.

Figure 4.7 shows snapshots of the evolution of the system with Saturn migrating on a timescale τ mig = 10 5 years. The sweeping of the reservoir of planetesimals by 12.9% 0.6% 1 × 10 5 14.4% 0.4% 5 × 10 5 9.0% 0.5% Table 4.2: CPD capture and main belt implantation efficiencies for case 2 scenario the 2:1 and 3:2 MMRs with Saturn excites the planetesimals' orbits and allows their delivery to the jovian CPD and the inner Solar System. The vast majority of planetesimals have been redistributed after the passage of the 3:2 MMR with Saturn across the reservoir. The percentage of objects captured within the CPD and implanted in the main asteroid belt at the end of the simulations for different migration timescales of Saturn are summarized in Table 4.2. The capture efficiencies differ from case to case due to the fact that the excitation of the eccentricity of the planetesimals in MMR with Saturn depends on the velocity of the giant planet. In the case where Saturn migrates on a 5 × 10 5 years timescale, the planetesimals are efficiently captured in the 2:1 MMR and reach very high eccentricities.

In the other cases, the planetesimals are only excited by the 2:1 MMR, they Chapter 4

are not captured, and reach lower eccentricities. Therefore, more objects with lower eccentricities remain when the 3:2 MMR with Saturn sweeps the reservoir and this yields slightly higher capture efficiencies. Nevertheless, the differences are not dramatic. The percentage of captured objects varies from ∼14.4% in the most favorable case down to ∼9% for the slow migration case, assessing the robustness of the mechanism against the range of plausible migration rates of Saturn. The implantation of objects in the Main Belt is also comparable for each investigated migration rate with efficiencies that are more than one order of magnitude lower than the CPD capture efficiencies. Similarly to the Case 1 scenario, we find that a number of objects equivalent to that of the captured planetesimals directly collide with Jupiter.

We find that a migration rate τ mig = 10 5 years yields the highest capture efficiency within the circum-jovian disk with ∼14.4% of planetesimals from the reservoir captured. Considering the captured objects represent the mass of the Galilean system (∼6×10 -2 M ⊕ ), the initial reservoir should have had a mass of ∼0.42 M ⊕ and the mass implanted in the asteroid belt would be ∼1.7×10 -3 M ⊕ . With the different efficiencies derived, we find that the intial mass of the reservoir would vary from ∼0.42 to 0.67 M ⊕ and the mass implanted in the asteroid belt from ∼1.7×10 -3 to 3.3 × 10 -3 M ⊕ . These results are very similar to those obtained in the Case 1 scenario with the notable difference that the implantation of objects in the asteroid belt is less efficient.

Evolution of captured planetesimals

We now investigate the evolution of the planetesimals captured in orbits around Jupiter. For all cases considered, the planetesimals captured within the CPD have initially very eccentric and inclined orbits at large distances from Jupiter. Slightly less than half of the objects captured are actually found in retrograde orbits. Figure 4.8 shows that the distributions of orbital parameters of the objects at the time of their capture are quite similar in the most favorable scenarios of cases 1 and 2. Similar trends were obtained by Suetsugu and Ohtsuki (2017) although they considered that planetesimals initially populate the close vicinity of Jupiter (i.e., the region inside of Jupiter's gap in our configuration) and no other massive object but Jupiter perturbed their orbits. It should be noted that the distribution of objects in Figure 4.8 is not representative of the system at a particular time because the planetesimals were not all captured concurrently. The delivery of planetesimals actually spans ∼10 4 -10 5 years depending on the adopted parameters (see Figure 4.9).

To illustrate the subsequent evolution of the captured planetesimals, we conducted simulations centered on Jupiter as the only massive object and integrated Chapter 4 the orbits of the planetesimals within the CPD for the most favorable scenario of case 1. The simulation started at the time of capture of the first planetesimal and objects were subsequently added at their corresponding capture time as the simulation evolves. We also assumed a slightly subkeplerian velocity of the gas around Jupiter (v orb = (1 -η)v kep , where η is a measure of the pressure support of the disk and we used η = 0.005, typical for keplerian disks, Johansen et al. 2014) to account for the potential loss of objects through inward drift due to gas drag. Figure 4.10 shows the distribution of the planetesimals as a function of their distance from Jupiter at different epochs of the CPD's evolution. Objects that are captured on initially retrograde orbits are rapidly lost to Jupiter due to gas drag. On the other hand, the planetesimals initially captured on prograde orbits with large eccentricities and inclinations rapidly circularize and pile up in the inner part of the CPD (c.f., the histogram drawing the distribution of captured objects after 5 kyr of evolution). The hatched region of Figure 4.10 illustrates the current extension of the Galilean system with the inner and outer radial boundaries being the position of Io and Callisto, respectively. Interestingly, the region where planetesimals pile-up matches well that where the Galilean satellites orbit.

After having rapidly reached a maximum at ∼5 kyr, the number of objects in the CPD slowly decreases as the planetesimals drift inward due to gas drag faster than the replenishment due to the capture of new objects. The decay is nevertheless slow compared to the orbital period of the objects which is ∼2 days at Io's orbit and ∼17 days at Callisto's orbit. The timescale of orbital decay due to gas drag can be estimated as τ drag = r dt dr with dr dt = 2St 1+St 2 ηv kep (e.g., Weidenschilling 1977), with St the Stokes number of the planetesimal. Considering that St 1, relevant for large planetesimals, the decay timescale can be expressed as :

τ drag ∼ 1 2 St T orb 2πη ∼ 1.6 × 10 6 St 10 5 0.005 η T orb (4.15)
In the above expression T orb is the orbital period of the object. On the other hand, Canup and Ward (2002) approximate a satellite's growth timescale as

τ acc ∼ 8 × 10 6 ρ s 2 g cm -3 R sat 2500 km 1 g cm -2 Σ s 10 F g T orb .
(4.16)

In the latter expression, ρ s is the mass density of the satellite, R sat its radius, Σ s is the surface density of solids within the CPD and

F g = 1 + (v esc /v rel ) 2
is the gravitational focusing factor with v rel the relative velocity between satellitesimals and v esc their mutual escape velocity. Therefore, the collisional growth of the objects should have been efficient (i.e., τ acc τ drag ) provided that the surface density of solids was 1 g cm -2 which is a rather low value appropriate for starved-disk formation models. Even in the case where each test particle of the simulation would represent a single planetesimal (with mass ∼ 4 × 10 18 kg), the surface density of planetesimals between 5-30 R Jup would range between ∼10-2 g cm -2 .

Discussion

Implantation of planetesimals in the asteroid belt

In Section 4.3, we have shown that for both the formation of Saturn at the outer edge of Jupiter's gap and at further distances, planetesimals from the reservoir are redistributed accross the inner Solar System. Recently Raymond and Izidoro (2017a) proposed that the redistribution of planetesimals by the gas giants is a natural outcome of their formation, providing an explanation for the delivery of water to the terrestrial planets and the presence of primitive C-type asteroids in the outer asteroid belt. The authors demonstrated that some planetesimals were always scattered inward of Jupiter's orbit regardless of the precise growth timescale or migration rates of Jupiter and Saturn in their simulations. However, the planetesimals were initially spread between 2-20 au in their simulations , which is quite different from the distribution we consider in this work. Our results therefore support the findings Chapter 4

of Raymond and Izidoro (2017a), showing them to be robust against more specific initial conditions and accounting for the fact that objects might be captured by Jupiter instead of being scattered inward of its orbit.

Figure 4.11 represents the trajectories of planetesimals in the semimajor axiseccentricity plane in the 1.2-4.0 au region, along with important MMRs with Jupiter and the different regions of the main asteroid belt (inner, middle and outer belt). Our simulations show that planetesimals are not preferentially implanted in the outer region of the Main Belt, where the majority of C-type asteroids are found today. This result should nevertheless be considered with caution for several reasons. First, planetary embryos were not included in our simulations. The planetesimals ending up in the inner parts of the asteroid belt have trajectories that cross the embryos' region, marked by the dashed line in Figure 4.11. The final distribution of objects in the inner belt might be inaccurate due to the fact that the influence of embryos was not accounted for in this work. Second, the C-type spectral group embraces a great diversity of objects with potentially very different origins or formation times (e.g., Vernazza et al. 2017). If the diversity among C-type asteroids indeed traces different origins, it is likely that the different populations were not implanted at the same time, or that some C-type asteroids have formed in situ so that not all of the objects from this group were actually implanted in the belt. Finally, we have not implemented the decay of the gas density due to the viscous evolution of the PPD and/or the photoevaporation of the disk. As the density decays, the damping due to gas drag is less efficient and planetesimals can reach more distant regions in the inner solar system (Raymond and Izidoro 2017a). As we used a constant surface density, the planetesimals were implanted quite homogeneously from 1.5 to 3.5 au in our simulations. Along these lines, we note that a decreasing surface density in the inner disk would have the effect of reducing the fraction of objects implanted in the main belt as they would instead reach terrestrial planet crossing orbits. The ratio of objects captured within the jovian CPD to that of objects implanted in the asteroid belt would therefore be higher than found in our simulations in more realistic conditions.

Instead of reasoning in terms of spectral types, Kruijer et al. (2017) proposed that the observed dichotomy in the isotopic ratios of carbonaceous and non carbonaceous meteorites is due to the separation of the formation regions of the parent bodies of these meteorites by Jupiter's core. This way, the two reservoirs of objects could not mix and their isotopic differences were preserved. The authors were able to put new constraints on the formation timescales of the carbonaceous chondrites that would have formed beyond Jupiter's orbit. They showed that the formation of the parent bodies of the carbonaceous meteorites started ∼1 My after Chapter 4 the condensation of the CAIs (Carbon and Aluminium rich Inclusions) and ended ∼4 My after CAIs, implying that the reservoir of carbonaceous material has been separated from that of non carbonaceous material for ∼3 My. These constraints can be matched in the framework of our scenario, suggesting that the formation of the parent bodies of carbonaceous chondrites was triggered by the end of the accretion of solid material onto Jupiter's core. From this moment, solids (in the form of pebbles) accumulated at the pressure perturbation induced by the forming planet and eventually collapsed into larger objects. Their injection in the inner solar system was then triggered by either the formation of Saturn's core or its migration in the vicinity of Jupiter. This would naturally account for the delay between the formation of the carbonaceous meteorites parent bodies and their mixing with the non carbonaceous meteorites parent bodies, which formed and remained inside of Jupiter's orbit and were not included in our simulations.

Effect of the surface density of the CPD

Our nominal set of simulations was performed using a CPD with a surface density that is approximately one order of magnitude higher than that of the gas-starved disk proposed by Canup andWard (2002, 2006), with a peak surface density at ∼10 4 g cm -2 . Such surface densities are still lower than that adopted in the minimum mass model (surface density peak at ∼10 6 g cm -2 , Mosqueira and Estrada 2003a,b). The disk profile we used is likely representative of the stage when Jupiter is still feeding from the surrounding nebula (e.g., Fujii et al. 2017). However, as the PPD's density is supposedly decaying and Jupiter's gap deepening over time, the surface density of the CPD would also decay, leading to a less efficient capture of planetesimals through gas drag. Therefore, the capture efficiencies may be lower than obtained here.

To investigate whether our results are realistic, we ran the case 1 and case 2 scenarios with the optimal parameters, namely τ growth = 5 × 10 5 years for case 1 and τ mig = 10 5 years for case 2, with a CPD profile identical to that of Sasaki et al. (2010). These authors investigated the growth of the Galilean satellites with a semi-analytical model in the context of a slightly modified starved disk scenario. In both simulations, the CPD capture efficiencies dropped to ∼8%. Such efficiencies are still in the range of values obtained by varying Saturn's growth or migration timescale.

In Section 4.4 we showed that planetesimals are delivered over a ∼10 5 years timescale. The capture of large planetesimals would therefore remain efficient if the CPD's surface density does not decay significantly during this timescale (i.e., Jupiter is still accreting gas from the PPD and/or the viscous evolution of the CPD is slow). A more subtle effect that has been ignored in the present study Chapter 4 is that planetesimals with different sizes would have different capture efficiencies due to a more or less efficient gas drag braking within the circum-jovian disk. The evolution of the CPD's surface density would likely result in an evolution of the size distribution of captured objects which could affect the subsequent growth of the satellites. More detailed studies, including plausible planetesimal size distributions at the outer edge of Jupiter's gap and evolution of the circum-jovian disk, are needed to determine more realistic conditions of accretion of the Galilean satellites.

Influence of Saturn's growth track

Although we varied Saturn's growth timescale by an order of magnitude when investigating the dynamical evolution of planetesimals, the use of equation (4.14) always implies that the mass doubling timescale of the planet is shorter in the early phases of its growth. As demonstrated by Shiraishi and Ida (2008), a growing planet generally experiences more close encounters with nearby planetesimals if its mass doubling timescale is shorter because the expansion of its Hill sphere is then fast compared to the gap opening timescale in the planetesimals' disk. If the growth of Saturn was initially slow enough, the protoplanet might have carved a gap in the planetesimal's distribution which would have prevented an efficient scattering and delivery of the planetesimals towards Jupiter. Hence, the use of equation (4.14) might overestimate the ability of Saturn's core to scatter nearby planetesimals in the early phases of its growth. We note however that if Saturn's core had grown through pebble accretion, its mass doubling timescale would have indeed been shorter in the early phases of its growth (due to the sublinear dependance of the pebbles accretion rate on the mass of the core, Lambrechts and Johansen 2012) and certainly shorter than the gap opening timescale in the planetesimals' disk.

To assess the robustness of the redistribution of planetesimals against Saturn's growth track, we ran an additional simulation with a qualitatively different growth rate for Saturn. In this simulation, we let Saturn grow according to M sat / Ṁsat = 10 6 years, which yields a very slow initial growth (the mass of the protoplanet is ∼2 M ⊕ after ∼5×10 5 years) and a rapid final assemblage of the planet. The capture efficiency within the CPD obtained was ∼11%, which compares well with the results obtained using equation (4.14). This is due to the fact that the opening of a gap within the planetesimals' disk by the growing core is prevented by nearby Jupiter which stirs the orbits of the objects in the reservoir, maintaining high eccentricities. It is therefore the combined influence of Jupiter and growing Saturn, and not uniquely Saturn's growth, which allows for an efficient redistribution of the planetesimals. The precise growth of Saturn hence has little effect on its ability to scatter nearby planetesimals. We note that an effect which might damp the eccentricities of the planetesimals and was not included in our simulations is collisions among Chapter 4 the objects. Taking collisions into account would however require the assumption of an initial mass of the reservoir, considered as unknown in the present study. We leave such a different approach to the problem, and the investigation of the effects of collisions, to future work.

Formation of Saturn's satellite system

Saturn possesses a unique assemblage of regular satellites with a possible dual origin. The small satellites orbiting close to Saturn are thought to have formed from the spreading of ring material across the Roche radius while Titan and Iapetus could have formed via a mechanism similar to those invoked for the formation of the Galilean satellites (Charnoz et al. 2010, Crida and Charnoz 2012, Salmon and Canup 2017). When the two gas giants were close together within the PPD (in their mutual 2:1 or 3:2 MMR), they would have opened a unique and large gap in the disk (Morbidelli andCrida 2007, Pierens et al. 2014). The solids would then be trapped outside of Saturn's orbit, at the outer edge of the common gap opened by Jupiter and Saturn. If enough material remained in the form of pebbles at this time in the PPD, a new reservoir of planetesimals could have built up there. Either the formation of the cores of Uranus and Neptune at the gap, or their migration towards Saturn, could have allowed the delivery of planetesimals from this new reservoir to Saturn's CPD to build Titan and Iapetus.

Implications for the formation of extrasolar moons

In this study, we have pointed out that the gap opened by a giant planet in a PPD efficiently isolates it from the main sources of solid material. In our proposed scenario, the delivery of solids to the giant planet's CPD results from the interaction of a massive object with a reservoir of planetesimals. From this perspective, it is to be expected that the formation of massive moons is not ubiquitous, especially in systems with single or isolated giant planets. Moreover, if a giant planet is orbiting close to its host star, its Hill sphere is reduced and the capture rate of planetesimals could be lowered due to larger orbital velocities, therefore acting against the formation of a massive satellite system.

Summary

An important step in understanding the formation of the giant planet's satellite systems is to elucidate the origin and delivery mechanism of the solid material needed to build the moons. Here we attempted to revisit the origin and delivery of the building blocks of the Galilean satellites, based on our current understanding of giant planet formation. Our findings can be summarized as follows:

Chapter 4 -In Section 4.2, we concluded that the gap opened by Jupiter efficiently isolated the giant planet and its circumplanetary disk from sources of solid material such as pebbles or planetesimals. However, the accumulation of solids at the outer edge of the gap likely translated into a planetesimals reservoir there.

-The planetesimals' orbits were then excited by the formation of Saturn at Jupiter's gap or during its migration towards Jupiter.

-This triggered the redistribution of planetesimals from the reservoir to the circum-jovian disk and the inner Solar System, with a moderate dependency on the input parameters of our model such as the growth timescale of Saturn or its migration rate. Therefore, we find there exists a link between primitive asteroids of the Main Belt and the Galilean satellites, as they shared a common reservoir. This link could be a testable constraint of our scenario by future missions to the jovian system, such as the ESA Juice mission, as some isotopic correspondences (e.g., the D/H ratio in water) should exist between the satellites and the asteroids.

-We find that the planetesimals are initially captured on very eccentric, both prograde and retrograde orbits within the circum-jovian disk. The subsequent gas drag damping of the orbits results in an accumulation of objects in the region where the Galilean satellites are found today.

-The decisive role of Saturn in the delivery of material to the jovian disk has severe implications for the occurence of massive moons around extrasolar giant planets. If our proposed scenario is correct, massive satellites would preferentially form around giant planets in multiple planet systems.

Finally, it appears difficult to disentangle the formation of Saturn at the outer edge of the gap opened by Jupiter from its formation further from Jupiter and subsequent migration considering only the implications for the formation of the Galilean moons. Both scenarios provide quite similar results, although we believe that the case 1 scenario provides a more consistent model for Saturn's formation. Additional constraints should come from more detailed studies of Saturn's growth and the implications of the different formation scenarios on its final composition. In the present study, we left aside some important issues such as the size distribution of planetesimals, the evolution of the circum-jovian disk or the accretion of the satellites. More detailed simulations are needed to assess realistic conditions for the accretion of Jupiter's massive moons.

Chapter 5

Origin of the two martian moons Phobos and Deimos

A controversial origin

Phobos and Deimos are two small moons (with radii 13.0 × 11.4 × 9.1 km and 7.5 × 6.0 × 5.2 km, respectively) orbiting about Mars on prograde and nearly circular and co-planar orbits lying in Mars' equatorial plane at ∼2.8 and ∼6.9 Mars radii from their parent planet, respectively. Data collected by the Mariner 9 (1971) and Viking (1976-77) spacecraft seemed to confirm previous suspicions that the physical properties and surfaces of the martian moons resemble that of primitive carbonaceous asteroids [START_REF] Veverka | The surfaces of Phobos and Deimos[END_REF], hence the idea that both objects originated from the outer asteroid belt and were once captured by Mars. From the perspective of the orbital evolution of the satellites however, the capture scenario is very problematic. Szeto (1983) thoroughly discuss the dynamical issues inherent to the capture hypothesis. The evolution of Deimos' orbit (currently at 6.9 martian radii) due to martian tides over the age of the Solar System is negligible [START_REF] Goldreich | Inclination of satellite orbits about an oblate precessing planet[END_REF] implying that, were it a captured object, Deimos must have been captured with its current low inclination with respect to Mars' equatorial plane and very low eccentricity (e ∼ 10 -4 ) which is completely at odd with the expected outcome of gravitational capture (e.g., the irregular satellites of the giants planets are believed to be captured objects and all have eccentricities of at least a few 10 -1 and large inclinations-with both prograde and retrograde objects). The inclination of Phobos (currently orbiting at 2.8 martian radii) is not expected to have varied much either [START_REF] Goldreich | Inclination of satellite orbits about an oblate precessing planet[END_REF], making the hypothesis of the capture of the two objects very improbable. Cazenave et al. (1980) show that the inclination of the martian moons must in fact have remained small compared to their Laplacian plane which is close to the ecliptic plane for moons orbiting farther from Mars (due to the important effect of stellar tides) and close to the equatorial plane of Mars for moons orbiting closer to the planet. Therefore, Phobos and Deimos could have been captured from initially heliocentric orbits in the ecliptic plane rather than in the equatorial plane of Mars. This appears as slightly less improbable although the objects of the asteroid belt exhibit a wide distribution of inclinations with respect to the ecliptic. Nevertheless, this does not resolve the issue of Deimos' very low eccentricity. Moreover, Szeto (1983) shows that backward integration of the orbits of Phobos and Deimos under the effect of martian tides result in an unavoidable collision of the two objects in the past which is not reconcilable with Deimos' eccentricity. The only capture scenario that might be reconciled with the present orbits of the martian moons is their drag assisted capture within an extented proto-martian atmosphere [START_REF] Donald | Capture of Phobos and Deimos by photoatmospheric drag[END_REF] or gaseous circum-martian disk (Pollack et al. 1979), similarly to some proposed scenario for the capture of the jovian irregulars [START_REF] Ćuk | Gas-drag-assisted capture of Himalia's family[END_REF]. The formation of a massive gaseous disk around Mars is however not expected and the orbital evolution of Phobos and Deimos following their capture in a martian proto-atmosphere is so fast that this envelope should be removed in a few years to allow for the survival of the satellites (Hunten 1979). Despite such early robust evidence against a capture scenario, the fact that the moons share similar physical properties (low albedo, red and featureless VNIR reflectance, low density) with outer main belt D-type asteroids has kept the capture scenario alive (Fraeman et al. 2012, 2014, Pajola et al. 2013).

Whereas the present orbits of the moons are hardly compatible with a capture scenario, they correspond to the expected outcome of an in situ formation scenario [START_REF] Goldreich | Inclination of satellite orbits about an oblate precessing planet[END_REF]) either as the result of co-accretion or of a large impact. Co-accretion with Mars appears unlikely because Phobos and Deimos would consist of the same building block materials from which Mars once accreted. Those building blocks would most likely comprise water-poor chondritic meteorites (enstatite chondrites, ordinary chondrites) and/or achondrites (e.g., angrites), which are all suspected to have formed in the inner (≤2.5 AU) solar system, namely interior to the snowline. This assumption is supported by the fact that the bulk composition of Mars can be well reproduced assuming ordinary chondrites (OCs), enstatie chondrites and/or angrites as the main building blocks (Sanloup et al. 1999, Burbine and O'Brien 2004, Fitoussi et al. 2016). Yet, OCs as well as the remaining candidate building blocks (enstatite chondrites, angrites) are spectrally incompatible with the martian moons, even if space weathering effects are taken into account (see panel b in Figure 5.1).

It thus appears from above that accretion from an impact-generated accretion disk remains as the only plausible mechanism at the origin of the martian moons. As a matter of fact, the large impact theory has received growing attention in recent Chapter 5 years (Craddock 2011, Rosenblatt and Charnoz 2012, Citron et al. 2015[START_REF] Rosenblatt | Accretion of Phobos and Deimos in an extended debris disc stirred by transient moons[END_REF][START_REF] Canup | Origin of Phobos and Deimos by the impact of a Vesta-to-Ceres sized body with Mars[END_REF]. This hypothesis is attractive because it could explain the orbital parameters of the satellites as well as some features observed on Mars such as (i) its excess of prograde angular momentum possibly caused by a large impact (Craddock 2011), and (ii) the existence of a large population of oblique impact craters at its surface that may record the slow orbital decay of ancient moonlets formed from the impact-generated accretion disk (Schultz and Lutz-Garihan 1982). Along these lines, Citron et al. (2015) have recently shown that a large impact (impactor with 0.01-0.02 Mars masses) would generate a circum-Mars debris disk comprising ∼1-4% of the impactor mass, thus containing enough mass to form both Phobos and Deimos. Although the impact scenario has become really attractive, it has not yet been demonstrated that it can explain the physical properties and spectral characteristics of the martian moons.

Here, we present the results of an investigation of the mineralogical composition and texture of the dust that would have crystallized in an impact-generated accretion disk. Since there are no firm constraints regarding the thermodynamic properties of the disk, we perform our investigation for various thermodynamic conditions and impactor compositions. We show that under specific disk's pressure and temperature conditions, Phobos and Deimos' physical and orbital properties can be finally reconciled. Several studies on the impact origin of Phobos and Deimos postdate the investigation presented in the following [START_REF] Rosenblatt | Accretion of Phobos and Deimos in an extended debris disc stirred by transient moons[END_REF], Hyodo et al. 2017a,b, Hyodo and Genda 2018, Hyodo et al. 2018[START_REF] Canup | Origin of Phobos and Deimos by the impact of a Vesta-to-Ceres sized body with Mars[END_REF] and their results are discussed at the end of this chapter.

Formation from a cooling magma

Investigations of the structure of the protolunar disk by Thompson and Stevenson (1988) and Ward (2012Ward ( , 2014) ) show that it consists in a melted midplane layer surrounded by a silicate vapor atmosphere. Beyond the Roche limit, gravitational instabilities develop and large clumps can form directly from the melt (e.g. Kokubo et al. 2000, Salmon andCanup 2012). Those clumps then agglomerated to form the Moon. By analogy, we consider that the martian moons might have originated from a melted disk following the impact, in a process similar to that of the Moon's formation. In the case of the Moon, because of internal evolutionary processes (differentiation, convection in the internal magma ocean, etc.), the mineralogical composition and thus the spectral properties of the lunar mantle and crust would differ from that of the clumps formed at the Roche radius. In the Martian case, the situation is different in the sense that the clumps would possess right away a mass/size comparable to that of Phobos and Deimos (Rosenblatt and Charnoz Chapter 5 2012). This implies that the final composition and spectral properties of the Martian moons would directly reflect those of the minerals that crystallized from the magma disk.

Methods

We considered three different compositions for the impactor (see Table 5.1), namely a Mars-like composition (1), a Moon-like composition (2) and an outer solar system composition (3) (i.e., TNO). The latter case would be coherent with an inward migration of a large planetesimal as a consequence of the possible late migration of the giant planets (e.g., Gomes et al. 2005). By analogy with the Earth-Moon system, it has been suggested, however, that the impactor most probably formed near the proto-Mars (Hartmann and Davis 1975, see cases ( 1) and ( 2)) but one cannot exclude that the impactor formed elsewhere (3).

In addition, since the relative proportions of the impactor and martian materials are poorly constrained in the resulting disk [START_REF] Rosenblatt | Accretion of Phobos and Deimos in an extended debris disc stirred by transient moons[END_REF], we considered various proportions between these two materials. We considered two cases, namely a disk exclusively made of the impactor mantle and a half-half fraction. Case (1) complements this sequence by illustrating the case for a 100% fraction of the martian mantle.

To estimate the composition of the solids crystallized from the magma and thus of the moons, we performed a CIPW normative mineralogy calculation (González-Guzmán 2016). This method allows determining the nature of the most abundant minerals that crystallize from an anhydrous melt at low pressure while providing at the same time a good estimate of their final proportions. The CIPW norm calculation is well adapted to our case given that the disk supposedly cooled down slowly through radiation (Ward 2012(Ward , 2014)), allowing complete crystallization of the minerals. It should be noted that the aim here is not to determine the exact composition of the moons. Considering the few constraints on the system, the purpose is rather to discriminate between plausible and implausible scenarios and thus provide new constraints for future studies.

Results

In this section, we present the inferred mineralogical composition of the moons for the three aforementioned impactor compositions (see Table 5.2) and for the different relative abundances of the impactor and martian mantle.

• Case 1 (Mars-like impactor) : Since the impactor has a composition similar to that of Mars, we performed the calculation using a Bulk Silicate Mars (BSM) magma composition (taken from [START_REF] Lodders | An Oxygen Isotope Mixing Model for the Accretion and Composition of Rocky Planets[END_REF]. The BSM is an estimate of characteristics of the martian moons for each of the three different scenarios currently invoked for their origin. Note that in the case of Phobos, we display the average spectrum of the red region. The Phobos and Deimos spectra are CRISM/MRO data that were retrieved from PDS: http://pds-geosciences.wustl.edu/. The lunar mare spectra were retrieved from: http://pgi.utk.edu/. The meteorite spectra were retrieved from RELAB: www.planetary.brown.edu/relab/. The asteroid spectra were retrieved from: http:// smass.mit.edu/. (a) The intact capture scenario would likely produce retrograde, large, eccentric and inclined orbits. The nearby asteroid belt being a good proxy for the asteroid types that could have been captured, we display the spectral diversity of the latter (DeMeo and Carry 2013). Both D-type asteroids (which are the closest spectral analogs to Phobos and Deimos) and P-types are thought to have formed in the primordial trans-Neptunian disk and to have been injected in the inner solar system during the late migration of the giant planets (e.g., the Nice model; Levison et al. 2009). Such event could have potentially led to a few of these objects being captured as moons by Mars. The problem with this scenario is that P-types are twice as abundant as D-types; the capture of two D-types around Mars rather than two P-types or even one P-type and one D-type is thus not statistically favored. Along these lines, an additional caveat of the capture scenario is that the density of the largest (D ≥ 200km) P-and D-type asteroids lies in the 0.8-1.5 g/cm 3 range (Carry 2012). Density decreasing with asteroid size for a given composition (Carry 2012), we would expect the density of Phobos and Deimos to be somewhere in between the density of the comet 67P (∼0.5 g cm 3 ; Sierks et al. 2015) and the one of the largest P and Dtypes (Carry 2012), thus clearly below the one of the Martian moons. (b) In the co-accretion scenario, circular and co-planar orbits would be expected and the spectral characteristics of the martian moons would likely resemble those of either reddened ordinary chondrites, reddened angrites or enstatite chondrite-like asteroids (note: enstatite chondrites barely redden via space weathering effects -see Vernazza et al. (2009)). Yet, this is not the case. (c) Within the impact scenario, a condensation directly from a magma (left) would lead to the martian moons having typical lunar mare like spectral properties resulting from the coexistence of fine (≤10 microns; spectrally featureless) and of large (≥10 microns; spectrally feature-rich) olivine and pyroxene grains at their surfaces. Alternatively, gas-tosolid condensation in the external part of the disk (right) would lead to the formation of small grains (≤2 microns) and thus naturally explain the similarity in spectral properties between the moons and both D-type asteroids and fine grained (≤10 microns) lunar soils. the chemical composition of Mars' mantle. By calculating the CIPW norm, we found that both olivine and orthopyroxene (hypersthene) are the main minerals to crystallize (∼59% and ∼21% respectively). Both diopside and feldspar (plagioclase) are also formed although in significantly lower proportions (∼7% and ∼12% respectively).

Note, however, that the above results do not account for a partial vaporization of the disk. The fraction of vaporized material is speculative although theoretical considerations advocate that it should be more than 10% in the case of the protolunar disk (Ward 2012(Ward , 2014)). To emphasize the role of vaporization on the resulting composition of the building blocks of the moons, we considered the case of a half vaporized disk (see Table 5.1). Its magma composition was derived following the results of Canup et al. (2015) for a Bulk Silicate Earth (BSE) disk's composition. This first order approximation is quantitatively valid as the BSE and a BSM compositions are very similar Visscher and Fegley (2013). By applying the CIPW norm to this new magma composition, we found that significantly more olivine is crystallized (∼85%), whereas both orthopyroxene and diopside do not form. The proportion of feldspar remains, however, the same (∼10%).

• Case 2 (Moon-like impactor) : Here, we used the Bulk Silicate Moon composition as a proxy for the impactor composition. For both a 50-50% Moon-Mars mixing ratio and a pure lunar-like composition, we found that both olivine and orthopyroxene (hypersthene) are the main crystallizing minerals (∼60% and ∼22% respectively). In both cases, it thus appears that the derived bulk composition of the moons is very close to the one obtained for a Bulk Silicate Mars disk's composition. Taking into account a partial vaporization of the magma would also lead to results similar to those obtained for case 1.

• Case 3 (TNO-like impactor) : Here we used the composition of interplanetary dust particles (IDPs; Rietmeijer 2009) as a proxy for the composition of the TNO-like impactor. IDPs which are the likely building blocks of comets may also be the ones of TNOs if one follows the basic and currently accepted assumption that both population formed in the outer solar system. However, by using directly the composition of IDP grains, we neglect the effect of differentiation that has likely occurred on a Moon-sized TNO. This implies that we certainly overestimate the amount of iron in the disk.

When considering a pure IDP-like composition, quartz crystallizes because of an excess of silica. Indeed, the amount of Mg and Fe does not allow to form enough olivine and pyroxene to account for all the available Si. Moreover, quartz and Mg-rich olivine being mutually exclusive minerals, the absence of Chapter 5

one of the two is the norm if the other is formed. In this case, the resulting composition is pyroxene-rich instead of olivine-rich. A substantial amount of pyrite is also formed due to the high proportion of sulfur in IDPs. When considering a 50-50% TNO-Mars mixing ratio, there is no longer an excess of silica. Orthopyroxene remains the most abundant mineral but olivine is formed instead of quartz and in a larger amount.

In summary, we find that for every tested scenario the inferred mineralogical composition of the building blocks of the moons (and thus of the moons) is either olivine-rich or pyroxene-rich. Since minerals that solidify from a slow cooling magma are usually coarse grained (grain size usually in the 10µm-1mm range; see Supplementary Notes; Cashman 1993[START_REF] Solomatov | Magma oceans and primordial mantle differentiation[END_REF], our findings imply that if Phobos and Deimos actually formed from a disk of magma, then their spectra -similarly to those of either S-type asteroids or lunar mares-should display detectable 1 and 2 micron bands (see Fig. 1, panel c -left) that are characteristic of the presence of olivine (1 micron) and pyroxene (1 and 2 microns).

Yet, this is not the case. It is very unlikely that space weathering effects -which are more significant at 1 AU than at 1.5 AU-could suppress the olivine and pyroxene absorption bands in the martian moons spectra considering that those effects are not able to suppress them in the lunar ones (Pieters et al. 2000, Yamamoto et al. 2012). We thus conclude that it is highly unlikely that Phobos and Deimos actually formed from a disk of magma. Another argument in disfavor of this scenario is given by the fact that the magma resides inside the Roche limit (at ∼3R Mars ) which in the martian case is located inside the synchronous orbit (at ∼6R Mars ). Thus, the bodies that formed directly from the magma must have impacted Mars a long time ago as a consequence of their orbital decay due to tidal forces (Rosenblatt and Charnoz 2012).

Formation in an extended gaseous disk

A different formation mechanism is thus required to explain both the current orbits of the moons as well as their spectral characteristics. Of great interest, Rosenblatt and Charnoz (2012) suggested that the moons could have formed in an extended gaseous disk farther from Mars than in the two-phase disk case. Such a disk should be initially hot so that it would thermally expand under pressure gradients and be gravitationally stable beyond the Roche limit. As the disk would thermally expand, it would cool down rapidly. The extended disk would also have a lower pressure and a larger radiative surface allowing, again, a faster cooling than a compact disk residing inside the Roche limit.

In this scenario, the (thermodynamic) conditions under which Phobos and Chapter 5

Deimos formed could have been similar to those that occurred in the protosolar nebula in the sense that small solid grains could have condensed directly from the gas without passing through a liquid (magma) phase (see Supplementary Notes). In this case, Phobos and Deimos would consist of material that has the same texture -not necessarily the same composition-as the one that has been incorporated into comets and D-type asteroids, namely fine grained dust (grain size ≤ 2 microns; see Supplementary Notes; Vernazza et al. (2015)). It would therefore not be surprising that these objects share similar physical properties, including i) a low albedo (pv∼0.06) and ii) featureless and red spectral properties in the visible and nearinfrared range (see Fig. 5.1 panel c -right, Vernazza et al. (2015)). It is important to stress here that there are currently no available laboratory reflectance spectra in the visible and near-infrared range for sub-micron sized particles. The spectral behavior in this wavelength range can be reproduced via the Mie theory as implemented by Vernazza et al. (2015). These authors showed that a space weathered mixture of sub-micron sized olivine and pyroxene grains would possess spectral properties similar to those of P-and D-type asteroids. Future laboratory measurements will be necessary in order to characterize the reflectance properties of all kinds of minerals (silicates, phyllosilicates, iron oxides, etc..) in order to provide more accurate constraints on the composition of the moons. Note that a further comparison of the Phobos and Deimos spectra with those of fine grained lunar mare soils (grain size ≤ 10 microns) reinforces the idea that the moons may effectively be aggregates of sub-micron sized grains. Indeed, although the average grain size of the lunar soils is small (≤ 10 microns), absorption bands at 1 micron are still visible, suggesting that the grains at the surface of the martian moons must be even smaller than these already fine grained lunar samples. Finally, accretion from such poorly consolidated sub-micron sized material would also naturally explain the low densities (∼1.86 g/cm 3 for Phobos and ∼1.48 g/cm 3 for Deimos) and high internal porosities (∼40-50% assuming an anhydrous silicate composition) of the moons (Andert et al. 2010, Rosenblatt 2011, Willner et al. 2014). Importantly, such high porosity is not observed in the case of S-type asteroids with diameters in the 10-30 km size range (a ∼20-30% porosity is observed for these objects; Carry 2012), reinforcing the idea that the building blocks of the martian moons must be drastically different in texture from those of S-type asteroids (i.e., OCs).

The fact that the building blocks of the moons should avoid a magma phase provides interesting constraints on the thermodynamic conditions that prevailed inside the disk. Whereas a magma layer inside the Roche limit is not inconsistent with our findings (the moon or moons that would have formed from this layer would have impacted Mars a long time ago), future modeling of the disk should account Chapter 5 for an extended disk where the pressure and the temperature allow for a direct condensation of the vapor into solid grains.

In order to provide constraints for future models of the martian disk, we determined the pressure-temperature ranges where the gas would directly condense into solid grains assuming a BSM composition of the gas. We restricted our analysis to the condensation of olivine only. Gail (1998) found that olivine would first condense as nearly pure forsterite and iron might be included later on in the solution. We consequently considered the condensation of pure forsterite. The pressure up to which solid or liquid forsterite is stable for a given temperature can be calculated with the following formula:

P (T ) 3 = 1 x 2 MgO x SiO 2 e -∆G s,l /RT (5.1)
where ∆G s,l is the Gibbs free energy of formation of solid or liquid forsterite from gaseous MgO and SiO 2 (it can be calculated with the JANAF online tables), and x MgO and x SiO 2 are the molar fraction of the gases. An extensive chemical model would thus be required in order to infer these molar fraction. As such detailed modeling is beyond the scope of the present work, we simply assumed that different fractions (f ) of Mg and Si were bound into MgO and SiO 2 molecules in the gas phase and thus x MgO,SiO 2 = f Mg,Si , being the fraction of the element. The stability curves are shown in Figure 5.2 for f = 1, f = 0.1 and f = 0.01. The last two cases are more realistic given that Mg is usually found as a free atom whereas Si is mainly found in SiO molecules (Visscher and Fegley 2013). We find that the solid phase of forsterite becomes more stable than the liquid one below a temperature of ∼ 2200 K. At this temperature, the condensation of forsterite occurs at a pressure lower than 10 -6 to 10 -3 bar depending on the partial pressures of MgO and SiO 2 . P-T profiles of the cooling outer disk must therefore intersect the equilibrium curves shown on Figure 5.2 in this low pressure range to allow for vapor to solid condensation.

Discussion

Here, we have opened the possibility that gas-to-solid condensation in the external part of an extended gaseous disk is a likely formation mechanism for the martian moons building blocks as it would lead to the formation of small (≤ 2 microns) dust particles. Accretion from such tiny grains would naturally explain the similarity in spectral properties between D-type asteroids (or comets) and the martian moons as well as their low densities. It therefore appears that accretion in the external part of an impact-generated gaseous disk is a likely formation mechanism for the Chapter 5 martian moons that would allow reconciling their orbital and physical properties. [START_REF] Rosenblatt | Accretion of Phobos and Deimos in an extended debris disc stirred by transient moons[END_REF] performed a set of simulations including the impact of Mars with an object with a mass of 0.028 M Mars and formation of the debris disk, subsequent tidal evolution of the debris disk and formation of large moons at the Roche limit (following the approach developed in Rosenblatt and Charnoz 2012), and accretion of small debris in the outer parts of the disk. They find that the debris disk has a total mass of 5 × 10 20 kg, mostly residing inside of the Roche limit, but some material is also found further from Mars and even beyond the synchronous orbit (at ∼ 6R Mars ). As already pointed out by Rosenblatt and Charnoz (2012), the moon(s) formed from the spreading of material at the Roche limit has a mass of about 10 19 kg, which is three orders of magnitude larger than the mass of Phobos (∼ 10 16 kg), and falls back to Mars after about 5 My due to tidal interactions with the planet. This is clearly not a good analogue to the observed martian moons, which is also confirmed by the expected mineralogical and textural properties of such an object which would provide a poor match to Phobos' and Deimos' spectra (fig. 5.1). However, before receding back to Mars, tidal interactions of this massive transient moon with the remaining disk of debris would result in an initially outward migration (Rosenblatt andCharnoz 2012, Rosenblatt et al. 2016). Outer mean motion resonances with this massive object would therefore sweep the outer parts of the disk and promote the accretion of smaller moons at the 2:1 and 3:2 resonances [START_REF] Rosenblatt | Accretion of Phobos and Deimos in an extended debris disc stirred by transient moons[END_REF]. The masses of these smaller moons formed in the outer debris disk and their subsequent evolution under the effects of martian tides are consistent with the observed martian system. These results therefore support our findings that Phobos' and Deimos' properties are likely the consequences of their accretion in the low density and low pressure of the outer debris disk. Hyodo et al. (2017a) investigated the thermodynamics of the debris disk following the impact as simulated by [START_REF] Rosenblatt | Accretion of Phobos and Deimos in an extended debris disc stirred by transient moons[END_REF]. They find that the energy released during the impact may allow for the vaporization of about 5% of the total mass of the debris disk only. The subsequent condensation of this vapor into small submicron grains would nevertheless be sufficient to entirely cover the surface of larger grains (0.1-1 mm) that were not vaporized during the impact (Hyodo et al. 2017a).

Future work should attempt modeling the mineralogy resulting from the gasto-solid condensation sequence and verify that a space weathered version of the derived composition sieved to sub-micron sized grains is compatible with the spectral properties of the moons. Such investigation would greatly benefit form detailed numerical models that would constrain the thermodynamic properties of a circum-Mars impact generated disk as a function of radial distance.

Finally, it is interesting to note that the proposed scenario is not incompatible
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with the presence of weak hydration features in the spectra of Phobos and Deimos (Giuranna et al. 2011, Fraeman et al. 2012, 2014). Water has been delivered to the surfaces of most if not all bodies of the inner solar system, including the Moon [START_REF] Sunshine | [END_REF], Mercury (Lawrence et al. 2013) and Vesta (Scully et al. 2015). It has thus become clear over the recent years, that space weathering processes operating at the surfaces of atmosphere-less inner solar system bodies do not only comprise the impact of solar wind ions and micrometeorites, which tend to redden and darken the spectra of silicate-rich surfaces, but they also comprise contamination and mixing with foreign materials including water-rich ones (Pieters et al. 2014).

Supplementary Notes

Grain size resulting from magma solidification

The grain size of a crystal resulting from magma solidification has been extensively studied and appears closely related to its cooling history. Rapid cooling ( 10 2 K hr -1 ) will lead to the formation of smaller grains (∼ 10 -2 mm) whereas slow cooling ( 1 K hr -1 ) will lead to the formation of larger grains (∼ 1 mm) as is observed in experimental studies and Earth's samples (Flemings et al. 1976, Cashman and Marsh 1988, Cashman 1993). This is well illustrated in the case of Earth's rocks via basalts and gabbros. These rocks possess the same composition but a very different texture. Basalts are extrusive igneous rocks that experienced rapid cooling either within Earth's atmosphere or oceans and possess a fine-grained structure. On the other end, gabbros are intrusive igneous rocks that crystallized below Earth's surface on much longer timescales and thus exhibit coarse grains.

In the present case, assuming that the temperature of the magma layer is regulated by the disk radiative cooling only, an order of magnitude of the disk cooling rate is :

dT dt = - 2πR 2 disk σ SB T 4 ph M disk C v ∼ -1 K hr -1 (5.2)
where R disk = 3R Mars which is approximately the Roche limit, σ SB = 5.67 × 10 -8 J m -2 K -1 is the Stefan-Boltzmann constant, T ph = 2000 K is the temperature of the disk at the photosphere that is maintained at ∼ 2000 K throughout its lifetime (Ward 2012), M disk = 5 × 10 20 kg following the results of Citron et al. (2015) and C v = 4 × 10 3 J kg -1 K -1 is the heat capacity of the vapor. One may also consider that the clumps formed still molten at the Roche limit. In this case, assuming a density ρ = 3300 kg m -3 and heat capacity C m = 1200 J kg -1 K -1 for the melt and clumps with typical sizes in the 1-10 km range, an order of mag- nitude of the clump cooling rate would be :

dT dt = - 3σ SB T 4 s R clump ρC m ∼ -0.2-2 K hr -1 (5.3)
where the largest clumps would possess the slowest cooling rates and vice versa. In either case, the cooling timescales are comparable to those derived from laboratory experiments and the rocks that would have crystallized from the magma should typically exhibit the same grain sizes as those found in magmatic rocks on Earth.

Grain size resulting from vapor condensation

The texture and size of the grains condensing directly from the vapor is, similarly to the solidification from a magma, closely related to the cooling rate of the vapor. Fast cooling will be associated with a high nucleation rate. As such, a rapid decrease of the temperature will imply the condensation of a large number of small grains. On the contrary, if the cooling rate is slow, fewer nuclei will condense but these will grow by continuous condensation of vapor onto their surface which will result, on

Chapter 5 average, in the development of larger grains. This process has been investigated via both theory (Gail et al. 1984, Gail andSedlmayr 1988), and laboratory experiments (Rietmeijer et al. 1999a,b, Rietmeijer and Karner 1999, Toppani et al. 2006, De Sio et al. 2016). The theoretical investigations of grain growth in stellar outflows was applied to carbon growth and resulted in grains with sizes in the 10 -3 -1 µm range (Gail et al. 1984). Concerning the laboratory experiments, two cases have been investigated, a rapid and a slow condensation of silicate rich vapor into solid grains.

In the case of rapid condensation which occurs in non-equilibrium, the formation of very small amorphous grains with typical sizes of a few tens to a few hundred nanometers was observed, in agreement with theoretical calculations by Gail et al. (1984). In the case of slow condensation which occurs near equilibrium, the formation of small crystalline grains with typical sizes of a few hundred nanometers was observed (Toppani et al. 2006, fig. 5.3). It therefore appears that -in either case (slow and fast cooling) -small dust grains with typical sizes of ∼0.1 microns are the natural outcome of gas to solid condensation. This is also very consistent with the typical grain sizes observed among interplanetary dust particles (Rietmeijer 2009).
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Other contributions.

Investigation of the origin of molecular oxygen in cometary ices

Context

The Rosetta spacecraft, managed by the European Space Agency, visited the Jupiter Family Comet (JFC) 67P/Churyumov-Gerasimenko and followed its path around the Sun from August 2014 until September 2016. The unique data collected during the course of the mission confirmed the very primitive nature of comets and their high content in very volatile compounds. The mission also revealed some surprising results. The deuterium-to-hydrogen (D/H) ratio measured in the water released from the nucleus of the comet was found to be about three times higher than the known ratios of other JFCs and generally in the higher range of values inferred for all comets (Altwegg et al. 2015). This D/H ratio is much higher than that of the terrestrial oceans, hence suggesting a limited contribution of comets to the water budget of the Earth. Another surprise came with the detection of molecular oxygen at a high level with respect to water despite the fact that this molecule has never been detected on a comet before (Bieler et al. 2015). The elusive origin of 67P/C-G's oxygen has been first investigated in Mousis et al. (2016) and a subsequent analysis which made use of the particle transport model presented in Chapter 3 is briefly described in the following. Molecular oxygen (O 2 ) has been detected in the coma of comet 67P/Churyumov-Gerasimenko (67P/C-G) with abundances in the 1-10% range and a mean value of 3.80 ± 0.85% by the Rosetta Orbiter Spectrometer for Ion and Neutral Analysis-
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Double Focusing Mass Spectrometer (ROSINA) instrument on board the Rosetta spacecraft (Bieler et al. 2015). Moreover, the production rate of O 2 has been found remarkably correlated with that of H 2 O in 67P/C-G's coma, suggesting that both molecules come from the same icy phase (Bieler et al. 2015). A subsequent reanalysis of the Giotto mass spectrometry data shows that O 2 was also present in the coma of comet 1P/Halley with an abundance of 3.7 ± 1.7% with respect to water at the time of its encounter with the ESA spacecraft, suggesting that this species could be a common parent species in comets (Rubin et al. 2015).

The strong correlation of O 2 with H 2 O allows to readily preclude some scenarios for its origin in comets. Pure O 2 ice and O 2 clathrate hydrates, which are two possible icy phases of molecular oxygen (the latter consisting in a cage of water ice within which the molecule is trapped) have sublimation temperatures that are much lower than water ice and are therefore incompatible with an O 2 -H 2 O correlation (Mousis et al. 2016). A good candidate for the origin of the molecular oxygen detected on comets 67P/C-G and 1P/H is the radiolysis of water ice, i.e., the formation of O 2 following the destruction of water ice molecules by deposition of energy from particles (such as cosmic rays particles). Such an O 2 production mechanism is observed at the surface of the icy Galilean moons [START_REF] Spencer | Condensed O<SUB>2</SUB> on Europa and Callisto[END_REF]. When produced by radiolysis in water ice, O 2 can be trapped in the voids of the water ice structure whereas hydrogen would rapidly diffuse out, thus preventing further hydrogenation of O 2 and allowing its abundance relative to water to increase over time (Mousis et al. 2016, Bieler et al. 2015). Cosmic rays particles are however unable to deposit energy at depths below a few meters within icy objects such as comets. Bieler et al. (2015) pointed out that a few meters of surface material is lost during each orbit of a comet around the Sun so that radiolysis of cometary ice cannot account for the observed molecular oxygen.

A remaining possibility is that radiolysis occurred on ice grains prior to the accretion of the comets in the protoplanetary disk. The main issue with this scenario is that the cosmic ray flux (CRF) of particles is attenuated by the presence of the disk. It is then questionable whether or not the embedded dust grains would receive enough energy for substantial radiolysis of water ice to occur before the formation of comets. To test this hypothesis, the model of particle transport presented in Chapter 3 has been used to infer the energy dose received by small dust grains as they are lifted above the disk midplane by turbulent motion of the gas.

Irradiation of grains

To study the irradiation of grain precursors to comets by cosmic rays, we employ a simple protoplanetary disk model where the surface density and temperature profiles are given by power-laws :

Σ g (r) = 2000 r 1 au -1 g cm -2 , ( 6.1) 
and

T d (r) = 280 r 1 au -1/2 K. (6.2)
The vertical distribution of the gas is inferred from hydrostatic equilibrium,

ρ g (r, z) = Σ g √ 2πH exp - z 2 2H 2 , ( 6.3) 
where H = c s /Ω K is the gas scale height and c s is the isothermal sound speed derived assuming a mean molecular weight of the gas µ = 2.4 g mol -1 .

Here we are mainly interested in the vertical motion of the dust particles. If particles would remain at the midplane of the disk, they would receive negligible irradiation dose from cosmic rays. Sustained turbulence would however stir the dust grains above the midplane towards regions where the gas density is lower and the CRF is less attenuated, potentially allowing more efficient radiolysis of the water ice (fig. 6.1). We therefore applied equation 3.15 in the z-direction by solving the equation of motion of the particles in the vertical direction :

dv z dt = - GM z r 3 - v z t s , ( 6 
.4) Figure 6.2: Random vertical path of a single micron sized grain located at an orbital distance of 30 au for a turbulent parameter α = 10 -2 . The dust particle is randomly lifted above the midplane of the disk throughout its evolution, reaching heights up to three times the scale height of the disk.

where v z is the vertical velocity of the dust particle, t s its stopping time, and M is the mass of the Sun (see chapter 3 for further details). Figure 6.2 shows the example of the vertical trajectory of a single micron sized particle initially released at the midplane of the disk, illustrating the effect of the turbulent stirring.

The energy received by water molecules by million years due to cosmic rays irradiation as a function of the column density of gas σ above the particle is taken from Yeghikyan (2011) and is denoted as W irr (σ). At each timestep, the column density of gas above a given particle located at height z can be calculated as Figure 6.3 shows the mean abundance of O 2 relative to that of H 2 O produced by radiolysis of icy grains with different sizes as a function of time at a fixed orbital distance of 30 au and for turbulent parameters α = 10 -2 -10 -3 . After 10 My of integration, even the smallest particles reach an O 2 /H 2 O ratio of ∼10 -4 which is two orders of magnitude lower than the value observed in 67P/C-G although a perfect efficiency of O 2 production was assumed. Differences in the level of molecular oxygen produced mainly arise from the different efficiencies of turbulent transport of the grains. In the case of the highly turbulent disk with α = 10 -2 , the scale height H d of the 10 -6 and 10 -4 m particles (calculated as the standard deviation of the dust vertical distribution) are almost equivalent and ∼ H, the gas scale height. For the centimeter sized particles however, H d ∼ 0.03H. In the case of the lower turbulence level, the scale height of the micron sized particles remains equivalent to that of the gas whereas the scale height of 10 -4 m particles drops to ∼ 0.7H which is why the green curve on Figure 6.3 departs more from the red curve in this case. The scale height of centimeter grains is slightly smaller than in the higher level of turbulence case, H d ∼ 0.01H, but those particles basically remain exposed to the same environment close to the midplane in each case. Since the expected lifetime of a protoplanetary disk is 1-10 My, it is very unlikely that radiolysis in the protosolar nebula accounts for the measured level of molecular oxygen in 67P/C-G or 1P/H. Chapter 6

σ = N A µ +∞ z ρ g (z)

Discussion

It seems that radiolysis of water ice in the precursor grains of comets within their natal protoplanetary disk is unable to account for the high O 2 /H 2 O measured in the coma of 67P/C-G and 1P/H. The incorporation of molecular oxygen as pure ice or clathrate hydrate is on the other hand precluded by the strong correlation observed between the release of O 2 and H 2 O in the coma of 67P/C-G. [START_REF] Bouquet | Limits on the contribution of endogenic radiolysis to the presence of molecular oxygen in comet 67P/Churyumov-Gerasimenko[END_REF] explored the possibility of endogenic radiolysis due to the particles emitted by the decay of short-and long-lived radionuclides present in the dust component of the comet. Such a process could at most account for O 2 production at the ∼1 percent level relative to water ice over the age of the Solar System.

The remaining possibility is that radiolysis of water ice occurred in the low density environment of the parent molecular cloud of the Solar System before its collapse. This in turn implies that the precursor grains of comets "survived" the collapse of the molecular cloud and remained pristine. Since O 2 is efficiently trapped within the radiation cavities of water ice (Mousis et al. 2016), this pristine nature of grains relative to the presence of molecular oxygen would have been preserved as long as the grains have never been exposed to temperature above that of sublimation of water ice (∼150-160 K). An alternative means of production of O 2 is ice grains surface chemistry within the molecular cloud. This would however require a cloud temperature and density higher than typically expected to account for the observed level of O 2 in comets (Taquet et al. 2016). Either case yields similar conclusions regarding the primordial nature of the molecular oxygen detected and the preservation of the icy grains during the collapse of the parent molecular cloud of the Solar System.

Similarly to O 2 , sulphur dimers (S 2 ) which have been detected in the comae of several comets, including 67P/C-G, might have been produced by radiolysis or photolysis of ice grains in the interstellar medium [START_REF] Mousis | Stability of Sulphur Dimers (S<SUB>2</SUB>) in Cometary Ices[END_REF]. [START_REF] Mousis | Stability of Sulphur Dimers (S<SUB>2</SUB>) in Cometary Ices[END_REF] showed that S 2 may be stabilized in the voids of either water ice or H 2 S ice. Since sulphur dimers might quickly react with other gaseous compounds or be photo-dissociated (in a few hundred seconds; Reylé and Boice 2003), it is important that they remain trapped in the ice to allow for their long-term survival. This reinforces the idea of the pristine nature of the cometary grains, which is also supported by the high deuterium-to-hydrogen ratio measured in the coma of 67P which appears consistent with the expected ratio within interstellar medium water ice.
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Conclusions and perspectives

In the present work, the origin of the regular satellites of Mars and Jupiter was discussed and investigated. In the case of the martian moons, Phobos and Deimos, their confused origin stems from the fact that their orbits are characteristic of an in-situ formation around Mars whereas their physical properties and observed spectra resemble closely that of primitive asteroids, suggesting a capture origin. To alleviate this apparent discrepancy, we propose that their spectra are in fact merely reflecting the abundance of micron sized grains at their surfaces. Such small grains could be produced following a giant impact on Mars provided that enough material was vaporized and subsequently recondensed at low pressure in the outer parts of the debris disk. These conclusions seem to be supported by recent dynamical studies of the formation of Phobos and Deimos in a giant impact scenario, showing that the moons must have accreted in the outer debris disk to account for their current orbits.

The case of the Galilean satellites orbiting around Jupiter is different in the sense that the theories developed in the early 2000s by Canup andWard (2002, 2006) have been recognized as a plausible and reasonable framework for the formation of satellites around giant planets. Nevertheless, the origin of the satellites of Jupiter are deeply linked with the formation of the giant planet itself and the distribution of gas and solids in its vicinity. New theories have emerged over the past decade regarding the formation of planetesimals and the accretion of planets. Our understanding of the evolution of dust grains in protoplanetary disks and of the gas flow around a Jupiter mass planet have also greatly expanded. As we have shown in Chapter 3, the accretion process of the satellites as investigated by Canup and Ward (2006) is inconsistent with their proposed scenario where the circum-jovian disk is constantly replenished with small dust grains. Pebble accretion provides a better description of satellites growth in the gas-starved scenario due to the fact that the small grains brought in to the CPD with the gas inflow would be unable to Chapter 7 grow above pebble sizes (even if the fragmentation of the grains is ignored). We also pointed out that the formation of satellitesimals (which are necessary at some point to provide at least the satellites' seeds) through the streaming instability within the CPD would be very difficult for two reasons. Firstly, in an inflow-regulated disk, the expected dust-to-gas mass ratio is very low (of the order of a few 10 -4 ). This nominal value should be enhanced by two orders of magnitude to meet the conditions where the streaming instability can operate. It is interesting to note that the situation is different from protoplanetary disks where the flux of pebbles is controlled by their growth and drift timescales. Secondly, the gravitational collapse of an overdense dust filament requires densities that are typically three orders of magnitude larger in the CPD than in the asteroid belt region around the Sun. Finally, the efficiency of pebble accretion within the jovian CPD has been estimated and it was shown that at most 20% of the pebble flux would be accreted by a Ganymede mass satellite. This in turn implies that at least 5% of Jupiter's mass in gas and solids should have been processed through the CPD to build the Galilean system if the material accreted by Jupiter had a solar dust-to-gas mass ratio.

In Chapter 4, the delivery of small dust grains to the CPD as proposed by Canup andWard (2002, 2006) have been questioned and it was shown that it is unlikely that such a mechanism was solely responsible for the formation of the massive Galilean moons. Since the gas inflowing toward the circum-jovian disk mostly originate from the surface of the circumsolar disk (Tanigawa et al. 2012, Morbidelli et al. 2014, Szulágyi et al. 2014), dust growth and settling near the midplane of the disk act against its efficient delivery to the jovian CPD. Instead, we propose a new framework for the delivery of the building blocks of the jovian moons which seems consistent with the recent developments of the theory of giant planets accretion. We postulate that the opening of a gap in the circumsolar disk by Jupiter allowed for the build up of a potentially massive reservoir of planetesimals. In this scenario, the formation of Saturn nearby Jupiter plays a central role in pushing or scattering some of the planetesimals towards Jupiter, a fraction of which are captured within the CPD with the help of gas drag. The drag assisted capture of planetesimals yields orbits with initially large semimajor axes (especially as compared to the current extension of the Galilean system) and eccentricities. Subsequent interactions with the gaseous CPD lead to the circularization of the orbits of the prograde planetesimals closer to Jupiter. This could naturally account for the compactness of the Galilean system with respect to Jupiter's Hill sphere. Reproducing the observed gradient in the composition of the Galilean satellites might be difficult if their building blocks were large icy planetesimals, as discussed in Chapter 3. Either large planetesimals only provided the seeds of the satellites which then accreted smaller objects, or the gradient was established after the formation of the satellites (due to, e.g., tidal Chapter 7 heating). This latter possibility has not been quantitatively explored but probably requires stronger heating in Europa's interior in the past to allow for an efficient loss of water from this satellite (Canup and Ward 2009).

It is interesting to note that the architecture of the satellites systems of the other giant planets are very different from that of Jupiter and could be more consistent with their formation from the tidal spreading of ancient and massive rings (Crida and Charnoz 2012). This would make the Galilean system of satellites a unique one in the Solar System as regards their formation mechanism and as reflected by their quite unique architecture. However, the case of Saturn's satellite system appears complicated. Saturn's moon Titan has a mass comparable to that of Ganymede and Callisto and an estimated ice-to-rock mass ratio which is also comparable with that of the outer Galilean moons, suggesting a common formation mechanism. Moreover, forming Titan from the spreading of rings would require initially very massive rings (the origin of which remains elusive) around Saturn and a subsequent tidal evolution of the satellite which is faster than currently expected. On the other hand, the architecture and composition of the inner mid-sized moons of Saturn are very difficult to explain if these latter formed in a gaseous CPD. A possible conclusion is that Saturn's moons formed from both tidal spreading of rings and accretion in a CPD (Crida andCharnoz 2012, Salmon andCanup 2017). In fact, Jupiter also possesses four inner small moons with regular orbits. The origin of these objects does not really fit in the picture envisioned for the Galilean satellites as the larger of those moons, Amalthea, seems to be very icy whereas it orbits well inside the rocky Io [START_REF] Anderson | Amalthea's Density Is Less Than That of Water[END_REF]. Could it be that, similarly to Saturn's system, these inner moons formed from the tidal spreading of ancient icy rings ? This possibility was discarded by Crida and Charnoz (2012) because their semimajor axis-mass distribution does not follow the expected trend resulting from tidal spreading of ring material. However, no detailed long term orbital evolution of these moons was investigated so far. This scenario probably deserves better scrutiny. The differences in the satellites systems of Jupiter and Saturn likely reflect the differences in the evolution of their parent planets and a better understanding of both systems might therefore help in reconstructing the formation history of Jupiter and Saturn. On a similar topic, it is not clear whether or not Uranus and Neptune were once surrounded by a disk that allowed for the formation of satellites. In the scenario depicted by Lambrechts et al. (2014) for their formation, both ice giants would have never reached the pebble isolation mass before the dissipation of the circumsolar disk. The accretional heat would have prevented their contraction and these planets were therefore likely surrounded by an extended envelope rather than a disk. This supports the idea of a different origin of their satellite systems as compared to the Galilean moons.
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Future exploration missions towards the martian and Galilean systems of satellites will likely shed light on their origins. The link between primitive asteroids and the Galilean satellites, as we postulated, might be revealed by specific isotopic signatures, such as the ratio of deuterium-to-hydrogen of the satellites' water. Such in-situ measurements could be made possible if Europa exhibits water vapor plumes, as claimed by [START_REF] Jia | Evidence of a plume on Europa from Galileo magnetic and plasma wave signatures[END_REF], allowing to probe its interior. For this purpose, the MASPEX and SUDA instruments on board the NASA Europa Clipper mission (launching planned on 2025) and the PEP instrument on board the ESA Juice mission (launching planned on 2025-2030) will be key instruments. Both missions will explore the Galilean system, the NASA Europa Clipper will be a flyby mission focusing on the moon Europa whereas the Juice mission will aim at characterizing the two outer moons, Ganymede and Callisto. Their mass spectrometers will allow to probe the composition of the exosphere of the moons with a great precision, providing key measurements for assessing the habitability of the moons and better understanding their origin.

Finally, the scenario proposed in Chapter 4 for the delivery of solid material to the circum-jovian disk has important implications for the occurence of analogues to the Galilean moons in extrasolar systems. The presence of massive satellites might not be ubiquitous around giant planets, especially if these latter are isolated. Future surveys dedicated to the detection of massive satellites of extrasolar giant planets might provide important insights on this particular point. Recently, [START_REF] Teachey | On the Dearth of Galilean Analogs in Kepler, and the Exomoon Candidate Kepler-1625b I[END_REF] estimated an upper limit to the occurrence rate of Galilean analogues around planets orbiting within ∼1 au to their host star and find it to be surprisingly low (< 0.38 with a 95% confidence and probably closer to 0.16). This could be the first hint that the Galilean satellites are the result of the peculiar architecture of the outer Solar system.

INTRODUCTION

The Rosetta Orbiter Spectrometer for Ion and Neutral Analysis (ROSINA) Double Focusing Mass Spectrometer (DFMS) on board the Rosetta spacecraft (Balsiger et al. 2007) enabled the detection of O 2 in the coma of comet 67P/Churyumov-Gerasimenko (67P/C-G) with local abundances in the 1%-10% range and a mean value of 3.80 ± 0.85% (Bieler et al. 2015). A subsequent reinvestigation of the 1P/Halley data from the Giotto Neutral Mass Spectrometer also indicates that the coma of comet 1P/Halley should contain O 2 with an abundance of 3.7 ± 1.7% with respect to water, suggesting that this molecule may be a rather common parent species in comets (Rubin et al. 2015b).

To investigate the origin of O 2 in 67P/C-G, Bieler et al. (2015) considered the possibility of O 2 production via the radiolysis of water ice incorporated within the nucleus. Based on 67P/C-G's known orbital history, they estimated that any O 2 produced during the residence time of 67P/C-G in the Kuiper Belt was quickly lost during the first pass or two around the Sun. The authors further found that radiolysis on closer orbit to the Sun would most likely only affect the top few micrometers of the nucleus' active surface. In this case, the O 2 /H 2 O ratio produced in these conditions would decrease with depth. Because they did not observe any variation of the O 2 /H 2 O ratio during the sampling period, Bieler et al. (2015) ruled out the hypothesis of O 2 production via the radiolysis and determined that O 2 must have been incorporated into 67P/C-G at the time of its formation in the protosolar nebula (PSN).

In order to explain how O 2 could have been incorporated into the ices of 67P/C-G, we investigate here the radiolysis hypothesis at epochs prior to the formation of comets, when icy grains were the dominant solid phase of the outer PSN. Furthermore, we examine the different trapping scenarios of O 2 that could explain its presence. Because some recent works suggest that this comet may have been accreted from a mixture of clathrates and pure crystalline ices formed in the PSN (Luspay-Kuti et al. 2016;Mousis et al. 2016), we study the propensity for O 2 trapping in clathrates, and also evaluate if its condensation as pure crystalline ice is consistent with the comet's inferred composition. Among all these investigated mechanisms, we find that clathration of O 2 is efficient in the PSN and that radiolysis can explain the formation of O 2 and its stabilization in icy grains. However, to produce enough O 2 molecules, the radiolysis of icy grains must have happened in a low-density environment such as the presolar cloud.

O 2 FORMATION VIA RADIOLYSIS

We first investigate the possibility of radiolytic production of O 2 in icy grains present in the outer PSN prior to their agglomeration by 67P/C-G. The energy available for radiolysis is provided by the galactic cosmic ray flux (CRF) impacting icy grains. In the following, since galactic CRF can penetrate into water ice down to depths of a few tens of meters (Cooper et al. 1998), we only consider icy grains with sizes below this limit, implying that no H 2 O ice can be out of reach of radiolysis. In our calculations, we use the energy range and CRF distribution from Yeghikyan (2011) and Cooper et al. (2003), respectively. The CRF energy dose absorbed by icy grains located at 30 au from the Sun is within the ∼(5-60) × 10 16 eV kg -1 yr -1 range, depending on the disk's surface density (between 10 and 10 3 g cm -2 ; see Hersant et al. 2001).

O 2 is produced by radiolysis of water ice through the chemical reaction 2 H 2 O ⟶ 2 H 2 + O 2 , with an amount of energy needed to alter one H 2 O molecule W r = 235 eV (Johnson 1991). H 2 is then rapidly lost from the water ice due to its fast diffusion. Further reactions with O 2 are precluded because the diffusion of these molecules is slowed down by the disk's low temperatures (Johnson 1990). We have thus assumed that all the energy absorbed by water ice is used to form O 2 . To reach the molecular ratio O 2 /H 2 O (1%-10%) measured by Bieler et al. (2015) in 67P/C-G, cosmic rays must alter twice as many H 2 O molecules in icy grains. The time τ needed to reach this ratio is then given by

t = Ẃ N E M f 1 r A CR H O H O 2 2 • • ( )
where

N A (mol -1 ) is the Avogadro constant, M H O 2 (kg mol -1
) is the molar mass of water, E CR (eV kg -1 yr -1 ) is the CRF energy dose received by water ice and f H O 2 is the fraction of altered H 2 O molecules, which corresponds to two times the fraction of O 2 produced.

Figure 1 shows the results of our calculations. An O 2 fraction in the 1%-10% range is reached in ∼0.25-2.5 Gyr at the aforementioned nominal CRF value (Case 1). These extremely long time periods are incompatible with the lifetime of icy grains in the PSN (a few 10 4 year; Weidenschilling & Cuzzi 1993). If icy grains have grown to sizes larger than tens of meters in the PSN, then the deepest layers should remain unaltered. In this case, even longer timescales would be needed for O 2 formation. However, the CRF may have undergone significant enhancements throughout the history of the solar system, by a factor of ∼3 during its passages through the Milky Way's spiral arms (a few tens of Myr every 400-500 Myr; Effenberger et al. 2012;[START_REF] Werner | [END_REF]Alexeev 2016), or even by a factor of ∼100 during a few kyr because of a close supernova explosion (<30 pc; Fields & Ellis 1999). Such enhancements can decrease the time needed to form O 2 by up to a factor of 100, which is still too long for our consideration.

We also consider the possibility of an icy grain receiving the maximum CRF energy dose estimated by Yeghikyan (2011), namely ∼1.20 × 10 20 eV kg -1 yr -1 . This value leads to a time τ in the ∼1-10 Myr range (see case 2 of Figure 1), or ∼10-100 kyr with a CRF enhanced by a factor of 100. However, such a high value of E CR corresponds to a surface density of 10 -3 g cm -2 , which can only be reached in molecular clouds. In such environments, the column densities would be low enough to form 1%-10% of O 2 in the icy grains even on very short timescales. Therefore, to incorporate significant amounts of O 2 produced via radiolysis of icy grains, cometary grains must have formed in the presolar cloud prior to disk formation.

O 2 STABILITY IN WATER ICE

An important question is whether O 2 molecules produced via radiolysis of ice grains can remain stabilized within the water icy matrix of 67P/C-G. The stabilization energy is defined as the difference between the energy of the system of O 2 interacting with the ice and the sum of the energies of the pure ice and O 2 at infinite separation. To investigate this problem, a sampling of the representative structures of O 2 in solid water ice has been obtained using a strategy based on first principle periodic density functional theory quantum calculations, that has been proven to be appropriate for modeling bulk and surface ice structures (Lattelais et al. 2011(Lattelais et al. , 2015;;Ellinger et al. 2015). Among the different forms, we considered the apolar variety of hexagonal ice Ih because these structures have a balanced distribution of alternating hydrogen and oxygen avoiding computational artifacts for surface optimizations and at the same time reproduce the bulk properties [START_REF] Casassa | [END_REF]. How O 2 behaves as a function of the number of H 2 O molecules removed is illustrative of the storage capability of the ice as a function of porosity. The results of our calculations, performed using the Vienna ab initio simulation package (Kresse & Hafner 1993, 1994), are presented below.

1. Starting with no H 2 O removed, i.e., the pure cristalline ice, we found no stabilization for the inclusion of O 2 in the hexagonal lattice. It is in fact an endothermic process. 2. With one H 2 O removed, and replaced by one O 2 , we have a substitution structure whose stabilization, in the order of 10 -3 eV, is meaningless. 3. With 2, 3, and 4 adjacent H 2 O molecules removed from the hexagonal lattice we obtained well defined cavities that, after reconstruction, show different shapes according to the positions of the entities removed. The stabilization energies were found to be on the order of 0.2-0.3 eV, going to 0.4-0.5 eV for an embedded O 2 dimer. A typical structure of embedding is illustrated in Figure 2 where O 2 is stabilized with an energy of ∼0.23 eV. This energy is on the order of that of a water dimer, which means that the presence of O 2 should not perturb the ice structure until it is ejected into the coma via sublimation with the surrounding H 2 O molecules.

It should be stressed that the formation of one O 2 requires at least the destruction of two H 2 O. The present simulation is fully consistent with the aforementioned radiolysis hypothesis, where the irradiation process is at the origin of both the formation of O 2 and the development of the cavity in which it 

O 2 CLATHRATION IN THE PSN

One possible source of O 2 in the nucleus of 67P/C-G is the trapping of O 2 in clathrates that formed in the PSN prior to having been agglomerated by the comet as it formed. This is supported by recent works showing that the Ar/CO and N 2 /CO ratios and the time variation of other volatile species measured in 67P/C-G's coma are found to be consistent with the presence of clathrates in its nucleus (Luspay-Kuti et al. 2016;Mousis et al. 2016). To investigate the amount of O 2 that could have been trapped in clathrates and now be present in 67P/C-G, we use the same statistical thermodynamic model as the one described in Mousis et al. (2010Mousis et al. ( , 2016)), which is used to estimate the composition of these crystalline structures formed in the PSN. To evaluate the trapping efficiency of O 2 , we consider a gas constituted of O 2 and CO. After H 2 O, CO is one of the dominant gases found in 67P/C-G (Le Roy et al. 2015) and in most of comets (Bockelée-Morvan et al. 2004, p. 391). The Kihara parameters for the molecule-water interactions employed in our calculations are derived from Mohammadi et al. (2003) for O 2 and from Mohammadi et al. (2005) for CO. These represent the most recent sets of data found in the literature for the two species. We refer the reader to the model description provided in Mousis et al. (2010) for further details.

When clathrates destabilize in the nucleus, the trapped volatiles are released prior to water sublimation, implying that the water vapor measured at the time of the O 2 sampling by ROSINA should be derived from the vaporization of crystalline ice layers located closer to the surface. Hence, the O 2 depletion is better quantified by comparing the O 2 /CO ratio in clathrates and the coma value since these two species are expected to be released simultaneously from destabilized clathrates. Figure 3 represents the value of the O 2 /CO ratio in structure I clathrates7 as a function of the O 2 /CO ratio in the coexisting gas phase at a chosen disk's temperature of ∼45 K. This value is within the temperature range needed for clathrates to form in the PSN from a gaseous mixture of protosolar composition that reproduces the Ar/CO and N 2 /CO ratios measured in 67P/C-G's coma (Mousis et al. 2016). We find that, whatever the O 2 /CO ratio considered for the initial PSN gas phase, it is enriched by a factor of ∼1.4-1.8 in the formed clathrate. Figure 3 also shows that the O 2 /CO ratio must be in the 0.026-0.24 range in the PSN gas phase for the clathrate trapping mechanism to agree with the measured range of O 2 /H 2 O in the coma (∼1%), assuming that all cavities are filled by guest molecules and that the CO/H 2 O abundance ratio in the coma corresponds to the sampled value (∼2.7%-21%; Le Roy et al. 2015). This range of O 2 /CO ratios is consistent with values obtained at distances beyond ∼5 au in a T Tauri disk (Walsh et al. 2015). Therefore, our calculations show that the clathration of O 2 in the PSN is a realistic mechanism to account for the O 2 /H 2 O ratio observed by ROSINA in 67P/C-G's coma.

O 2 CONDENSATION IN THE PSN

An alternative possibility for the observed presence of O 2 in the coma of 67P/C-G is that the O 2 could have been agglomerated as pure crystalline ice by the nucleus forming at cooler PSN temperatures than those required for clathration. To investigate this scenario, we calculated the temperature dependence of the equilibrium curves of O 2 , CO, N 2 , and Ar pure crystalline ices via the use of the polynomial relations reported by Fray & Schmitt (2009). To derive the partial pressures for each gas, we assumed that O, C, N, and Ar exist in protosolar abundances in the PSN (Lodders et al. 2009), with all C and all N in the forms of CO and N 2 , respectively. The partial pressure of O 2 is derived from the O 2 /CO gas phase ratio (∼33%) predicted beyond the snowline of a T Tauri disk via an extensive chemical model (Walsh et al. 2015). The equilibrium curves of O 2 , CO, N 2 , and Ar pure crystalline ices are represented along with the equilibrium curve of the CO-N 2 -Ar multiple guest clathrate proposed by Mousis et al. (2016) to explain 67P/C-G's composition, as a function of the total PSN pressure in Figure 4. Because the CO-N 2 -Ar multiple guest clathrate is by far dominated by CO (see Figure 1 of Mousis et al. 2016), we assume that its partial pressure is the same as for CO crystalline ice. The equilibrium curve of the clathrate is taken from Lectez et al. (2015).

From the examination of the condensation sequence presented in Figure 4, we find that the hypothesis of O 2 agglomeration as pure crystalline ice is inconsistent with 67P/C-G's current composition. The fact that Ar/CO and N 2 /CO ratios are found to be significantly depleted by factors of ∼90 and 10 in 67P/C-G's coma, respectively, compared to the protosolar values (Balsiger et al. 2015;Rubin et al. 2015a;Mousis et al. 2016), implies that Ar and N 2 cannot form substantial amounts of pure crystalline ices at the formation location of the comet in the PSN (Mousis et al. 2016). Instead, it has been proposed that these volatiles were mostly trapped in CO-dominated clathrates (Mousis et al. 2016). Under these circumstances, because the equilibrium curve of O 2 ice is in the vicinity of those of Ar and N 2 ices, the incorporation of O 2 in this form would require the trapping of larger amounts of Ar and N 2 , incidentally leading to quasi protosolar Ar/CO and N 2 /CO ratios. This does not agree with the depleted ratios observed in 67P/C-G.

CONCLUSIONS

In this study, we have investigated several scenarios that may explain the presence of molecular oxygen in the nucleus of 67P/C-G. Our results are the following:

1. Even with a strong CRF enhancement due to the presence of a nearby supernova, we find that the radiolysis of icy grains is not fast enough in the PSN to create amounts of O 2 comparable with those observed in 67P/C-G. Instead, icy grains must be placed in low-density environments such as molecular clouds to allow radiolysis to work efficiently. The irradiation process also favors the stabilization of O 2 molecules in the icy matrix via the development of cavities and is compatible with both amorphous and crystalline ice structures. 2. O 2 can be efficiently trapped in clathrates formed in the PSN. The O 2 /CO ratio in the clathrate phase is up to ∼2 times the O 2 /CO ratio in the coexisting PSN gas phase. 3. The incorporation of O 2 as pure crystalline ice is unlikely in 67P/C-G because the condensation of this species in the PSN would imply much larger abundances of Ar and N 2 than those observed in the coma.

Based on these results, and assuming that radiolysis has been the only mechanism for producing O 2 , we find that the formation of 67P/C-G is possible in a dense and early PSN in the framework of two extreme scenarios: (1) agglomeration from pristine amorphous icy grains/particles formed in the ISM and (2) agglomeration from multiple guest clathrates including O 2 that formed during the cooling of the disk subsequent to the vaporization of the amorphous icy grains entering the PSN. However, scenario 1 was found inconsistent with ROSINA pre-perihelion observations of volatile abundances in the coma. In contrast, Mousis et al. (2016) and Luspay-Kuti et al. (2016) have shown that scenario 2 could match these data if 67P/C-G agglomerated from a mixture of clathrates and crystalline ices that condensed in the PSN. Also, scenario 2 is compatible with a possible chemical production of O 2 in the PSN gas phase (Walsh et al. 2015). In this picture, whatever the considered source, i.e., radiolysis of ISM grains or/and PSN gas phase chemistry, O 2 is efficiently entrapped in clathrates prior to their agglomeration by 67P/C-G.

On the other hand, with the incorporation of O 2 in the cavities created by CRF in the icy matrix, scenario 1 naturally provides an explanation for the strong correlation found between the O 2 and H 2 O production rates observed in 67P/C-G's coma (Bieler et al. 2015). If this scenario is correct, this would make implausible the accretion of 67P/C-G from clathrates and crystalline ices originating from the PSN. Meanwhile, a way to reconcile scenario 2 with the strong O 2 -H 2 O correlation would be to assume that the icy grains initially formed as in scenario 1. These icy grains/particles would have then subsequently experienced an amorphous-tocrystalline phase transition in the 130-150 K temperature range when entering the disk (Kouchi et al. 1994;Maldoni et al. 2003;Ciesla 2014). In this alternative scenario, all volatiles initially adsorbed by ISM amorphous ice would be released in the PSN gas phase during phase transition. With the cooling of the disk, these volatiles would have been later trapped in the clathrates formed with the crystallized icy grains. The case of O 2 is unique because, due to its formation process, this molecule is inserted into the icy matrix. In spite of the phase transition, O 2 would remain stable within the icy matrix because the strength of the interaction between O 2 and the surrounding H 2 O molecules is expected not to decrease (eventually increase) upon crystallization. In this scenario, CO, Ar, and N 2 would be trapped in clathrates with O 2 remaining embedded in water, in a way consistent with the observed correlation.

To conclude, further post-perihelion ROSINA data, in particular the precise measurements of the relative abundances of the different volatiles as a function of geography and time, are needed to disentangle between the existing formation scenarios. It is also possible that only the in situ sampling of a nucleus by a future lander will provide a definitive answer to the question of the formation conditions of 67P/C-G and other Jupiter Family Comets in the PSN.

INTRODUCTION

During the 1970s and 1980s, dynamicistsdemonstrated that the present low eccentricity, low inclinations, and prograde orbits of Phobos and Deimos are very unlikely to have been produced following capture (Burns 1978;Pollack et al. 1979), thus favoring a formation of the moons around Mars (Goldreich 1963;Cazenave et al. 1980;Szeto 1983). Despite such early robust evidence against a capture scenario, the fact that the moons share similar physical properties (low albedo, red and featureless VNIR reflectance, low density) with outer main belt D-type asteroids has keptthe capture scenario alive (Fraeman et al. 2012(Fraeman et al. , 2014;;Pajola et al. 2013).

Whereas the present orbits of the moons are hardly compatible with a capture scenario, they correspond to the expected outcome of an in situ formation scenarioas the result of eitherco-accretion ora large impact. Co-accretion with Mars appears unlikely because Phobos and Deimos would consist of the same building block materials from which Mars once accreted. Those building blocks would most likely comprise water-poor chondritic meteorites (enstatite chondrites, ordinary chondrites) and/or achondrites (e.g., angrites), which are all suspected to have formed in the inner (2.5 au) solar system, namely, interior to the snowline. This assumption is supported by the fact that the bulk composition of Mars can be well reproduced assuming ordinary chondrites (OCs), enstatie chondrites, and/or angrites as the main building blocks (Sanloup et al. 1999;Burbine & O'Brien 2004;Fitoussi et al. 2016). YetOCs, as well as the remaining candidate building blocks (enstatite chondrites, angrites), are spectrally incompatible with the Martian moons, even if space weathering effects are taken into account (see panel (b) in Figure 1).

It thus appears from above that accretion from an impactgenerated accretion disk remains as the only plausible mechanism at the origin of the Martian moons. As a matter of fact, the large impact theory has received growing attention in recent years (Craddock 2011;Rosenblatt & Charnoz 2012;Canup & Salmon 2014;Citron et al. 2015). This hypothesis is attractive because it naturally explains the orbital parameters of the satellites, as well as some features observed on Mars, such as (i) its excess of prograde angular momentum possibly caused by a large impact (Craddock 2011)and (ii) the existence of a large population of oblique impact craters at its surface that may record the slow orbital decay of ancient moonlets formed from the impact-generated accretion disk (Schultz & Lutz-Garihan 1982). Along these lines, Citron et al. (2015) have recently shown that a large impact (impactor with 0.01-0.02 Mars masses) would generate a circum-Mars debris disk comprising ∼1%-4% of the impactor mass, thus containing enough mass to form both Phobos and Deimos. Although the impact scenario has become really attractive, it has not yet been demonstrated that it can explain the physical properties and spectral characteristics of the Martian moons.

Herewe investigate the mineralogical composition and texture of the dust that would have crystallized in an impactgenerated accretion disk. Since there are no firm constraints regarding the thermodynamic properties of the disk, we perform our investigation for various thermodynamic conditions and impactor compositions. We show that under a specific disk's pressure and temperature conditions, Phobos's and Deimos'sphysical and orbital properties can be finally reconciled.

FORMATION FROM A COOLING MAGMA

Because of the absence of constraints regarding the composition (Mars-dominated or impactor-dominated) and the thermodynamic conditions of the impact-generated disk, several configurations must be investigated in order to understand the formation conditions of Phobos and Deimos within such a scenario. As a first step, we considered the protolunar disk as a reference case because it is so far the most studied impact-generated accretion disk. Its structure has been investigated by Thompson & Stevenson (1988) and subsequently by Ward (2012Ward ( , 2014)). These studies have shown that the disk's midplane consists of a liquid phase surrounded by a vapor atmosphere. Beyond the Roche limit, gravitational instabilities developed and large clumps formed directly from the magma (e.g., Kokubo et al. 2000;Salmon & Canup 2012). Those clumps then agglomerated to form the Moon. In this Figure 1. Schematic representation of the expected orbital (left) and spectral (right) characteristics of the Martian moons for each of the three different scenarios currently invoked for their origin. Note that in the case of Phobos, we display the average spectrum of the red region. The Phobos and Deimos spectra are CRISM/ MRO data that were retrieved from PDS: http://pds-geosciences.wustl.edu/. The lunar mare spectra were retrieved fromhttp://pgi.utk.edu/. The meteorite spectra were retrieved from RELAB: www.planetary.brown.edu/relab/. The asteroid spectra were retrieved fromhttp://smass.mit.edu/. (a) The intact capture scenario would likely produce retrograde, large, eccentric, and inclined orbits. The nearby asteroid belt being a good proxy for the asteroid types that could have been captured, we display the spectral diversity of the latter (DeMeo & Carry 2013). Both D-type asteroids (which are the closest spectral analogs to Phobos and Deimos) and P-types are thought to have formed in the primordial trans-Neptunian disk and to have been injected in the inner solar system during the late migration of the giant planets (e.g., the Nice model; Levison et al. 2009). Such anevent could have potentially led to a few of these objects being captured as moons by Mars. The problem with this scenario is that P-types are twice as abundant as D-types; the capture of two D-types around Mars rather than two P-types or even one P-type and one D-type is thus not statistically favored. Along these lines, an additional caveat of the capture scenario is that the density of the largest (D 200 km) P-and D-type asteroids lies in the 0.8-1.5 g cm -3 range (Carry 2012). With density decreasing with asteroid size for a given composition (Carry 2012), we would expect the density of Phobos and Deimos to be somewhere in between the density of the comet 67P (∼0.5 g cm -3 ; Sierks et al. 2015)and the one of the largest P-and D-types (Carry 2012), thus clearly below the one of the Martian moons. (b) In the co-accretion scenario, circular and co-planar orbits would be expected and the spectral characteristics of the Martian moons would likely ressemble those of either reddened ordinary chondrites, reddened angrites, or enstatite chondrite-like asteroids (note: enstatite chondrites barely redden via space weathering effects;see Vernazza et al. 2009). Yetthis is not the case. (c) Within the impact scenario, acondensation directly from a magma (left) would lead to the Martian moons having typical lunar-mare-like spectral properties resulting from the coexistence of fine (10 μm; spectrally featureless) and of large (10 μm; spectrally feature-rich) olivine and pyroxene grains at their surfaces. Alternatively, gas-to-solid condensation in the external part of the disk (right) would lead to the formation of small grains (2 μm) and thus naturally explain the similarity in spectral properties between the moons and both D-type asteroids and fine-grained (10 μm) lunar soils. case, because of internal evolutionary processes (differentiation, convection, etc.), the mineralogical composition and thus the spectral properties of the lunar mantle and crust will differ from the clumpones. In the Martian case, the situation is different in the sense that the clumps possess right away a mass/size comparable to that of Phobos and Deimos (Rosenblatt & Charnoz 2012). This implies that the final composition and spectral properties of the Martian moons would directly reflect those of the minerals that crystallized from the magma disk.

Methods

We considered three different compositions for the impactor (see Table 1), namely, a Mars-like composition (1), a moonlike composition (2), and an outer solar system composition (3) (i.e., TNO). The latter case would be coherent with an inward migration of a large planetesimal as a consequence of the possible late migration of the giant planets (e.g., Morbidelli et al. 2005). By analogy with the Earth-moon system, it has been suggested, however, that the impactor most probably formed near the proto-Mars (Hartmann & Davis 1975; see cases 1and 2), but one cannot exclude that the impactor formed elsewhere (case3).

In addition, since the relative proportions of the impactor and Martian materials are poorly constrained in the resulting disk, we considered various proportions between these two materials. We considered two cases, namely, a disk exclusively made of the impactor mantle and a half-half fraction. Case 1complements this sequence by illustrating the case for a 100% fraction of the Martian mantle.

To estimate the composition of the solids crystallized from the magma and thus of the moons, we performed a CIPW normative mineralogy calculation (Gonzalez-Guzman 2016). This method allows determining the nature of the most abundant minerals that crystallize from an anhydrous melt at low pressure while providing at the same time a good estimate of their final proportions. The CIPW norm calculation is well adapted to our case given that the disk supposedly cooled down slowly through radiation (Ward 2012), allowing complete crystallization of the minerals. It should be noted that we do not aim at determining the exact composition of the moons. Considering the few constraints we have on the system, our purpose is to discriminate between plausible and unplausible scenarios and thus provide new constraints for future studies.

Results

In this section, we present the inferred mineralogical composition of the moons for the three aforementioned impactor compositions (see Table 2) and for the different relative abundances of the impactor and Martian mantle.

1. Case 1 (Mars-like impactor): since the impactor has a composition similar to that of Mars, we performed the calculation using a bulk silicate Mars (BSM) magma composition (taken from Lodders & Fegley 2011). The BSM is an estimate of the chemical composition of Mars's mantle. By calculating the CIPW norm, we found that both olivine and orthopyroxene (hypersthene) are the main minerals to crystallize (∼59% and ∼21%, respectively). Both diopside and feldspar (plagioclase) are also formed, although in significantly lower proportions (∼7% and ∼12%, respectively). Note, however, that the above results do not account for a partial vaporization of the disk. The fraction of vaporized material is speculative, although theoretical considerations advocate that it should be more than 10% in the case of the protolunar disk (Ward 2012(Ward , 2014)). To emphasize the role of vaporization on the resulting composition of the building blocks of the moons, we considered the case of a half vaporized disk (see Table 1(b)). Its magma composition was derived following the results of Canup et al. (2015) for a bulk silicate Earth (BSE) disk's composition. This first-order approximation is quantitatively valid as the BSE and BSM compositions are very similar (Visscher & Fegley 2013). By applying the CIPW norm to this new magma composition, we found that significantly more olivine is crystallized (∼85%), whereas both orthopyroxene and diopside do not form. The proportion of feldspar remains, however, the same (∼10%). 2. Case 2 (moon-like impactor): herewe used the bulk silicate moon composition as a proxy for the impactor composition. For both a 50%-50% Moon-Mars mixing ratio and a pure lunar-like composition, we found that both olivine and orthopyroxene (hypersthene) are the main crystallizing minerals (∼60% and ∼22%, respectively). In both cases, it thus appears that the derived bulk composition of the moons is very close to the one obtained for a BSMdisk's composition. Taking into account a partial vaporization of the magma would also lead to results similar to those obtained for case 1. 3. Case 3 (TNO-like impactor): here we used the composition of interplanetary dust particles (IDPs; Rietmeijer 2009) as a proxy for the composition of the TNOlike impactor. IDPs, which are the likely building blocks of comets, may also be the ones of TNOs if one follows the basic and currently accepted assumption that both populationsformed in the outer solar system. However, by using directly the composition of IDP grains, we neglect the effect of differentiation that has likely occurred on a moon-sized TNO. This implies that we certainly overestimate the amount of iron in the disk. When considering a pure IDP-like composition, quartz crystallizes because of an excess of silica. Indeed, the amount of Mg and Fe does not allow the formation of enough olivine and pyroxene to account for all the available Si. Moreover, quartz and Mg-rich olivine being mutually exclusive minerals, the absence of one of the two is the norm if the other is formed. In this case, the resulting composition is pyroxene-rich instead of olivinerich. A substantial amount of pyrite is also formed due to the high proportion of sulfur in IDPs. When considering a 50%-50% TNO-Mars mixing ratio, there is no longer an excess of silica. Orthopyroxene remains the most abundant mineral, but olivine is formed instead of quartz and in a larger amount.

In summary, we find that for every tested scenario the inferred mineralogical composition of the building blocks of the moons (and thus of the moons) is either olivine-rich or pyroxene-rich. Since minerals that solidify from a slow cooling magma are usually coarse grained (grain size usually in the 10 μm-1 mm range; see Section A.1.;Cashman 1993;Solomatov 2007, p. 91), our findings imply that if Phobos and Deimos actually formed from a disk of magma, then their spectra-similarly to those of either S-type asteroids or lunar mares-should display detectable 1 and 2 μm bands (see Figure 1, panel (c)-left) that are characteristic of the presence of olivine (1 μm) and pyroxene (1 and 2 μm).

Yetthis is not the case. It is very unlikely that space weathering effects-which are more significant at 1 au than at 1.5 au-could suppress the olivine and pyroxene absorption bands in the Martian moons' spectra, considering that those effects are not able to suppress them in the lunar ones (Pieters et al. 2000;Yamamoto et al. 2012). We thus conclude that it is highly unlikely that Phobos and Deimos actually formed from a disk of magma. Another argument in disfavor of this scenario is given by the fact that the magma resides inside the Roche limit (at ∼4R Mars ), which in the Martian case is located inside the synchronous orbit (at ∼6R Mars ). Thus, the bodies that formed directly from the magma must have impacted Mars a long time ago as a consequence of their orbital decay due to tidal forces (Rosenblatt & Charnoz 2012).

FORMATION IN AN EXTENDED GASEOUS DISK

A different formation mechanism is thus required to explain both the current orbits of the moons and their spectral characteristics. Of great interest, Rosenblatt & Charnoz (2012) suggested that the moons could have formed in an extended gaseous disk farther from Mars than in the two-phase disk case. Such a disk should be initially hot so that it would thermally expand under pressure gradients and be gravitationally stable beyond the Roche limit. As the disk would thermally expand, it would cool down rapidly. The extended disk would also have a lower pressure and a larger radiative surface, allowing, again, a faster cooling than a compact disk residing inside the Roche limit.

In this scenario, the conditions under which Phobos and Deimos formed could have been similar to those that occurred in the protosolar nebula in the sense that small solid grains could have condensed directly from the gas without passing through a liquid (magma) phase (see Section A.2.). In this case, Phobos and Deimos would consist of material that has the same texture-not necessarily the same composition-as the one that has been incorporated into comets and D-type asteroids, namely,fine-grained dust (grain size 2 μm; see A2; Vernazza et al. 2015). It would therefore not be surprising that these objects share similar physical properties, including (i) a low albedo (pv∼0.06) and (ii) featureless and red spectral properties in the visible and near-infrared range (see Figure 1,panel (c)-right;Vernazza et al. 2015). It is important to stress here that there are currently no available laboratory reflectance spectra in the visible and near-infrared range for submicron-sized particles. The spectral behavior in this wavelength range can be reproduced via the Mie theory as implemented by Vernazza et al. (2015). These authors showed that a space weathered mixture of submicron-sized olivine and pyroxene grains would possess spectral properties similar to those of P-and D-type asteroids. Future laboratory measurements will be necessary in order to characterize the reflectance properties of all kinds of minerals (silicates, phyllosilicates, iron oxides, etc.) in order to provide more accurate constraints on the composition of the moons. Note that a further comparison of the Phobos and Deimos spectra with those of fine-grained lunar mare soils (grain size10 μm) reinforces the idea that the moons may effectively be aggregates of submicron-sized grains. Indeed, although the average grain size of the lunar soils is small (10 μm), absorption bands at 1 μm are still visible, suggesting that the grains at the surface of the Martian moons must be even smaller than these already finegrained lunar samples.

Finally, accretion from such poorly consolidated submicronsized material would also naturally explain the low densities (∼1.86 g cm -3 for Phobos and ∼1.48 g cm -3 for Deimos) and high internal porosities (∼40%-50% assuming an anhydrous silicate composition) of the moons (Andert et al. 2010;Rosenblatt 2011;Willner et al. 2014). Importantly, such high porosity is not observed in the case of S-type asteroids with diameters in the 10-30 km size range (a ∼20%-30% porosity is observed for these objects; Carry 2012), reinforcing the idea that the building blocks of the Martian moons must be drastically different in texture from those of S-type asteroids (i.e., OCs).

The fact that the building blocks of the moons should avoid a magma phase provides interesting constraints on the thermodynamic conditions that prevailed inside the disk. Whereas a magma layer inside the Roche limit is not inconsistent with our findings (the moon or moons that would have formed from this layer would have impacted Mars a long time ago), future modeling of the disk should account for an extended disk where the pressure and the temperature allow for a direct condensation of the vapor into solid grains.

In order to provide constraints for future models of the Martian disk, we determined the pressure-temperature ranges where the gas would directly condense into solid grains assuming a BSM composition of the gas. We restricted our analysis to the condensation of olivine only. Gail (1998) found that olivine would first condense as nearly pure forsterite and iron might be included later on in the solution. We consequently considered the condensation of pure forsterite. The pressure up to which solid or liquid forsterite is stable for a given temperature can be calculated with the following formula:

= -D P T x x e 1 , 1 G RT 3 MgO 2 SiO s l 2 , ( ) ( )
where ΔG s,l is the Gibbs free energy of formation of solid or liquid forsterite from gaseous MgO and SiO 2 (it can be calculated with the JANAF online tables), and x MgO and x SiO 2 are the molar fractions of the gases. An extensive chemical model would thus be required in order to infer these molar fractions. As such detailed modeling is beyond the scope of the present work, we simply assumed that different fractions ( f ) of Mg and Si were bound into MgO and SiO 2 molecules in the gas phase and thus

 = x f MgO,SiO Mg,Si 2
, ò being the fraction of the element.

The stability curves are shown in Figure 2 for f=1, 0.1, and 0.01. The last two cases are more realistic given that Mg is usually found as a free atom whereas Si is mainly found in SiO molecules. We find that the solid phase of forsterite becomes more stable than the liquid one below a temperature of ∼2200 K. At this temperature, the condensation of forsterite occurs at a pressure lower than 10 -6 to10 -3 bar depending on the partial pressures of MgO and SiO 2 .

DISCUSSION

Herewe have opened the possibility that gas-to-solid condensation in the external part of an extended gaseous disk is a likely formation mechanism for the Martian moons' building blocks, as it would lead to the formation of small (2 μm) dust particles. Accretion from such tiny grains would naturally explain the similarity in spectral properties between D-type asteroids (or comets) and the Martian moons, as well as their low densities. It therefore appears that accretion in the external part of an impact-generated gaseous disk is a likely formation mechanism for the Martian moons that would allow reconciling their orbital and physical properties. Future work should attempt modeling the mineralogy resulting from the gasto-solid condensation sequence and verify that a space weathered version of the derived composition sieved to submicron-sized grains is compatible with the spectral properties of the moons. Such investigation would greatly benefit from detailed numerical models that would constrain the thermodynamic properties of a circum-Mars impact-generated disk as a function of radial distance.

Finally, note that our proposed scenario is not incompatible with thepresence of weak hydration features in the spectra of Phobos and Deimos (Giuranna et al. 2011;Fraeman et al. 2012Fraeman et al. , 2014)). Water has been delivered to the surfaces of most if not all bodies of the inner solar system, including the moon [START_REF] Sunshine | [END_REF], Mercury (Lawrence et al. 2013), and Vesta (Scully et al. 2015). It has thus become clearrecently that space weathering processes operating at the surfaces of atmosphere-less inner solar system bodiesnot only comprise the impact of solar wind ions and micrometeorites, which tend to redden and darken the spectra of silicate-rich surfaces, butalso comprise contamination and mixing with foreign materials, including water-rich ones (Pieters et al. 2014).
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APPENDIX

A.1. Grain Size Resulting from Magma Solidification

The grain size of a crystal resulting from magma solidification has been extensively studied and appears closely related to its cooling history. Rapid cooling (10 2 K hr -1 ) will lead to the formation of smaller grains (∼10 -2 mm), whereas slow cooling (1 K hr -1 ) will lead to the formation of larger grains (∼1 mm), as is observed in experimental studies and Earth's samples (Flemings et al. 1976;[START_REF] Ichikawa | [END_REF]Cashman & Marsh 1988;Grove 1990;Cashman 1993). This is well illustrated in the case of Earth's rocks via basalts and gabbros. These rocks possess the same composition but a very different texture. Basalts are extrusive igneous rocks that experienced rapid coolingwithin either Earth's atmosphere or oceans and possess a fine-grained structure. On the other end, gabbros are intrusive igneous rocks that crystallized below Earth's surface on much longer timescales and thus exhibit coarse grains.

In the present case, assuming that the temperature of the magma layer is regulated by the disk radiative cooling only, an order of magnitude of the disk cooling rate is

p s = - ~- - dT dt R T M C 2 2 K hr , 2 ph p disk 2 SB 4 disk 1 ( ) where = R R 4 disk
Mars ,which is approximately the Roche limit, σ SB =5.67×10 -8 J m -2 K -1 is the Stefan-Boltzmann constant, T ph =2000 K is the temperature of the disk at the photosphere that is maintained at ∼2000 K throughout its lifetime (Ward 2012), M disk =5×10 20 kg following the results of Citron et al. (2015), and C p =4×10 3 J kg -1 K -1 is the heat capacity of the vapor.

One may also consider that the clumps formed still molten at the Roche limit. In this case, assuming a density ρ=3300 kg m -3 for the melt and clumps with typical sizes in the 1-10 km range, an order of magnitude of the clump cooling rate would be

ps r = - ~- - dT dt T R C 3 0.2 2 K hr , 3 s p SB 4 clump 1 - ( )
where the largest clumps would possess the slowest cooling rates and vice versa. In either case, the cooling timescales are comparable to those derived from laboratory experiments, and the rocks that would have crystallized from the magma should typically exhibit the same grain sizes as those found in magmatic rocks on Earth.

In a different register, it is interesting to note that chondrules, which formed as molten or partially molten droplets in space before being accreted to their parent asteroids, have typical sizes in the 0.1-1 mm range [START_REF] Hutchison | Meteorites[END_REF]. In summary, magma condensates appear always coarse grained (grain size in the 0.1-1 mm range), regardless of their formation mechanism.

A.2. Grain Size Resulting from Gas to Solid Condensation

The texture and size of the grains condensing directly from the vapor are, similarly to the solidification from a magma, closely related to the cooling rate of the vapor. Fast cooling will be associated with a high nucleation rate. As such, a rapid decrease of the temperature will imply the condensation of a large number of small grains. On the contrary, if the cooling rate is slow, fewer nuclei will condense, but these will grow by continuous condensation of vapor onto their surface, which will result, on average, in the development of larger grains. This process has been investigated via both theory (Gail et al. 1984;Gail & Sedlmayr 1988)and laboratory experiments (Rietmeijer & Karner 1999;Rietmeijer et al. 1999a[START_REF] Frans | Metastable eutectic, gas to solid, condensation in the FeO Fe2O3 SiO2 system[END_REF]Toppani et al. 2006;De Sio et al. 2016). The theoretical investigations of grain growth in stellar outflows wereapplied to carbon growth and resulted in grains with sizes in the 10 -3 to1μm range (Gail et al. 1984). Concerning the laboratory experiments, two cases have been investigated, namely, a rapid and a slow condensation of silicate-rich vapor into solid grains. In the case of rapid condensation, which occurs in nonequilibrium, the formation of very small amorphous grains with typical sizes of a few tens to a few hundred nanometers was observed, in agreement with theoretical calculations by Gail et al. (1984). In the case of slow condensation, which occurs near equilibrium, the formation of small crystalline grains with typical sizes of a few hundred nanometers was observed (Toppani et al. 2006). It therefore appears that-in either case (slow orfast cooling)small dust grains with typical sizes of ∼0.1 μm are the natural outcome of gas-to-solid condensation. This is very coherent with the typical grain sizes observed among interplanetary dust particles (Rietmeijer 2009).

Introduction

The nature of the source of sulphur dimers (S 2 ) observed in comets is still unknown. The first detection of S 2 in a celestial body was in the UV spectra of Comet IRAS-Araki-Alcock (C/ 1983 H1) acquired with the International Ultraviolet Explorer (IUE) space observatory (Ahearn et al. 1983). Emission bands of S 2 were subsequently identified in many comets observed with IUE in the eighties, including 1P/Halley (Krishna Swamy & Wallis 1987). S 2 was also identified in comets Hyakutake (C/1996 B2), Lee (C/1999 H1), and Ikeya-Zhang (C/2002 C1; Laffont et al. 1998;Kim et al. 2003;[START_REF] Boice | [END_REF]. More recently, S 2 has been detected in comet 67P/Churyumov-Gerasimenko (hereafter 67P/C-G) by the ROSINA mass spectrometer on board the Rosetta spacecraft at a distance of ∼3 au from the Sun in 2014 October (∼4-13 × 10 -6 with respect to water; Le Roy et al. 2015;Calmonte et al. 2016). All ofthese observations suggest that S 2 is ubiquitous in comets.

Because the lifetime of S 2 is very short in comae (approximately a few hundredseconds at most; Reylé & Boice 2003), two main scenarios have been invoked in the literature to account for its presence in comets. In the first scenario, S 2 is the product of reactions occurring in the coma. Ethylene was thus proposed to act as a catalyst allowing the formation of S 2 molecules in the inner coma (Saxena & Misra 1995;Saxena et al. 2003). Also, the presence of atomic S (as the photodissociation product of CS 2 ) reacting with OCS was suggested to form S 2 in comae (A' Hearn et al. 2000). However, models depicting the chemistry occurring in cometary comae show that these two mechanisms do not account for the observed levels of S 2 (Rodgers & Charnley 2006).

In the second scenario, S 2 molecules are believed to be of parent nature and reside in cometary ices (Ahearn et al. 1983;Ahearn & Feldman 1985;[START_REF] Feldman | IAU Symp[END_REF][START_REF] Grim | [END_REF][START_REF] A'hearn | IAU Symp. 150, Astrochemistry of Cosmic Phenomena[END_REF]. Ahearn & Feldman (1985) proposed that the UV photolysis of S-bearing species embedded in ISM ices could form sufficient amounts of S 2 that remains trapped in the icy matrix. Since then, a number of mechanisms based on UV or X-ray irradiation have been proposed, starting mainly from H 2 S (the most abundant S-bearing volatile observed in comets; [START_REF] Irvine | Protostars and Planets IV[END_REF]Bockelée-Morvan et al. 2004) and H 2 S 2 , and involving radicals like HS and HS 2 [START_REF] Grim | [END_REF][START_REF] Jiménez-Escobar | [END_REF]Jiménez-Escobar et al. 2012). It has also been proposed that S 2 could be formed from the radiolysis of S-bearing compounds in cometary ices (Ahearn & Feldman 1985;Calmonte et al. 2016) despite the fact that so far, there is no experimental proof showing that this mechanism is effective.

In the present study, we postulate that S 2 is formed from H 2 S molecules embedded in icy grains by irradiation of UV, X-ray, and cosmic ray fluxes (CRF), whether icy grain precursors of comets formed in the protosolar nebula or the ISM. Because radiolysis generated by the impact of cosmic rays simultaneously creates voids in ices within which the produced molecules can accumulate (Carlson et al. 2009;Mousis et al. 2016b), we investigate the stability of S 2 molecules in such cavities, assuming that the surrounding ice is made of H 2 S or H 2 O. We show that the stabilization energy of S 2 molecules in such voids is close to that of the H 2 O ice binding energy, implying that they can only leave the icy matrix when this latter sublimates. We finally discuss the implications of our results for the origin of cometary grains, with a particular emphasis on those agglomerated by comet 67P/C-G.

Irradiation of Icy Grains

Three irradiation mechanisms leading to the formation of S 2 are considered in this study. The first two mechanisms, namely UV and X-ray irradiation, have been proven to produce S 2 from H 2 S and H 2 S 2 [START_REF] Grim | [END_REF][START_REF] Jiménez-Escobar | [END_REF]Jiménez-Escobar et al. 2012). Experiments have shown that S 2 can be produced and stabilized in icy grains over thicknesses of a few tenths of microns. Despite the lack of experimental data, radiolysis has also been considered as a potential candidate for S 2 formation from S-bearing compounds in cometary icy grains (Ahearn & Feldman 1985). This mechanism has recently been proposed to explain the detection of S 2 in 67P/C-G (Calmonte et al. 2016) and is often invoked to account for its presence in Europa's exosphere (Carlson et al. 1999;Cassidy et al. 2010). Cosmic rays reach deeper layers than photon irradiation and simultaneously creates voids in which some irradiation products such as O 2 or here S 2 can be sequestrated (Mousis et al. 2016b). Whatever the irradiation process considered, we assume that, once S 2 has been created and trapped in the microscopic icy grains, the latter agglomerated and formed the building blocks of comets.

Stability of S 2 Molecules in an Icy Matrix

The S 2 stabilization energy arises from the electronic interaction between the host support (H 2 O ice or H 2 S ice) and the S 2 foreign body. The stabilization energy is evaluated as

= + - E E E E, 1 stab ice S2 ( ) ()
where E S 2 is the energy of the isolated molecule, E ice the energy of the pristine solid host and E is the total energy of the [host + S 2 ] complex, with all entities optimized in isolation.

All simulations are carried out by means of the Vienna abinitio simulation package (Kresse & Hafner 1993, 1994;Kresse & Furthmüller 1996;Kresse & Joubert 1999). The long range interactions in the solid and the hydrogen bonding being the critical parameters in the ices, we use the PBE generalized gradient approximation functional (Perdew et al. 1996), in the (PBE+D2) version corrected by Grimme et al. (2010),that has been specifically designed to deal with the present type of problem. This theoretical tool has proved to be well adapted to model bulk and surface ice structures interacting with volatile species (Lattelais et al. 2011(Lattelais et al. , 2015;;Ellinger et al. 2015;Mousis et al. 2016b). More details on the computational background can be found in the aforementioned publications.

Since S 2 is created well inside the icy grain mantles, the initial description of the irradiated ice is taken as that of the internal structures of ice clusters obtained from Monte-Carlo simulations of ice aggregates constituted of hundreds of water molecules. The important point in the simulations by Buch et al. (2004) is that the core of the aggregates consists in crystalline domains of apolar hexagonal ice Ih. However, in the present context, the irradiation creates significant defects inside the ice, namely, voids and irradiation tracks that, at least locally, modify the crystalline arrangement.

S 2 Embedded in H 2 O Ice

Because H 2 O is the dominant volatile in comets (Bockelée-Morvan et al. 2004), most of the cavities created by CRF irradiation are expected to be surrounded by H 2 O molecules. Table 1 shows the stabilization energy of S 2 as a function of the size of these cavities. How the S 2 stabilization evolves as a function of their size is summarized below.

1. Starting with no H 2 O removed, we find no stabilization for the inclusion of S 2 in the ice lattice. It is in fact an endothermic process, as it is for O 2 inclusion (Mousis et al. 2016b). 2. With one H 2 O removed, we have an inclusion structure for which stabilization is negative, meaning that S 2 cannot stay in such a small cavity. 3. With somewhat larger cavities obtained by removing two to four adjacent H 2 O molecules from the ice lattice, we

Figure 1. Illustration of the vertical transport of small icy grains toward disk regions where they are efficiently irradiated. Dust is concentrated in the midplane of the disk due to gravitational settling and gas drag. However, turbulent eddies lift the icy grains toward the upper regions and also drag them downbecausethe direction of the velocity is random and coherent during a timecale comparable to the local keplerian period. Small dust grains finally spend a non-negligible fraction of their lifetime in the disk's upper regions, where the irradiation attenuation is low.

obtain increasing stabilization energies from 0.3 to 0.5 eV. 4. With larger cavities that form along the irradiation track, the stabilization energies are found to be at least of the order of 0.5 eV.

In short, as soon as the space available is sufficient, the energy stabilizes around 0.5 eV. This stabilization energy is (1) higher (more stabilizing) than what is found in the case of O 2 (0.2-0.4 eV; Mousis et al. 2016b) and (2) larger than that of a water dimer (∼0.25 eV). Hence, the presence of S 2 should not perturb the ice structure until it is ejected into the coma via sublimation with the surrounding H 2 O molecules. The results of our computations are consistent with the laboratory experiments of [START_REF] Grim | [END_REF] who showed that S 2 remains trapped in icy grains until they are heated up to ∼160 K, a temperature at which water ice sublimates at PSN conditions.

S 2 Embedded in H 2 S Ice

H 2 S behaves similarly to H 2 O because of its ability to establish hydrogen bonds. This implies that small domains of H 2 S could have formed in the bulk of the ice and served as local sources for the formation of S 2 . The stabilization of these aggregates is addressed by numerical simulations in which H 2 S entities are progressively introduced by replacing an equal number of H 2 O molecules in the water-ice lattice. Table 2 shows the stabilization energies with values around 0.5 and 0.75 eV for neighboring and far away H 2 S, respectively. Consequently, substituting several neighboring H 2 O by H 2 S is a possibility to be considered if the H 2 S is abundant enough, thus creating small islands of H 2 S within the water ice.

If small clumps of H 2 S ices in the bulk of water ice are a plausible hypothesis, as suggested by the aforementioned numbers, then the proper conditions are realized for the in situ formation of S 2 by deep irradiation. The case in which H 2 S molecules replace H 2 O along the irradiation track is a less favorable situation but it could be at the origin of the S n oligomers observed in some laboratory experiments (Meyer et al. 1972;Jiménez-Escobar et al. 2012). We evaluate the stabilization of S 2 in H 2 S clumps, assuming that they behave as pure condensates. The results, presented in Table 1 and summarized below, are quite close to those derived for water ice.

1. With one H 2 S removed, we have a substitution structure whose stabilization is on the order of 0.30 eV.

2. With larger cavities obtained by removing two to four adjacent H 2 S molecules, we obtain increasing stabilization energies between 0.40 and 0.45 eV. 3. With even larger cavities, extended in the direction of the irradiation, the stabilization energies are found to be similar to the preceding ones, between 0.40 and 0.50 eV.

Again we find that the presence of S 2 should not perturb the ice structure, even when trapped in H 2 S clumps, until the latter sublimate, due to increasing local temperature.

Implications for Cometary Ices

It has recently beenshown that the radiolysis of icy grains in low-density environments, such as the presolar cloud, may induce the production of amounts of molecular oxygen high enough to be consistent with the quantities observed in 67P/C-G (Mousis et al. 2016b). Higher density environments such as the PSN midplane were excluded because the timescales needed to produce enough O 2 in cometary grains exceeded by far their lifetimes in the disk. Also, the efficiency of ionization by cosmic rays in the PSN midplane is now questioned because of the deflection of galactic CRF by the stellar winds produced by young stars (Cleeves et al. 2013(Cleeves et al. , 2014)).

On the other hand, because the lifetime of S 2 is very short in the gas phase (approximatelya few hundred seconds at most; Reylé & Boice 2003), its formation conditions are even more restrictive than those required for O 2 . Assuming that S 2 indeed formed from H 2 S or any other S-bearing molecule via UV, Xray, or CRF irradiation, this implies that this molecule never left the icy matrix in the time interval between its formation and trapping. In other words, S 2 never condensed from the PSN before being trapped in cometary grains. This stringent constraint requires S 2 to form within icy grains irradiated by CRF in low-density environments such as ISM, where the local temperature is extremely cold. In this picture, comets, including 67P/C-G, would have agglomerated in the PSN from icy grains originating from ISM, whose compositions and structures remained pristine when entering the nebula.

Alternatively, because the CRF irradiation should be poorly attenuated in the upper layers of the PSN, these regions also constitute an adequate low-density environment, allowing the formation of S 2 in cometary grains. Turbulence plays an important role in the motion of small dust grains that are well coupled to the gas (see Figure 1). Micron-sized grains initially settled in the midplane are entrained by turbulent eddies and diffuse radially and vertically with an effective viscosity roughly equal to that of the gas for such small particles (see Ciesla 2010Ciesla , 2011 for details). Consequently, solid particles follow a Gaussian distribution in the vertical direction. The scale height of dust (corresponding to the standard deviation of the distribution) is a fraction of the gas scale height, this fraction being larger and possibly equal to the gas scale height in the cases of small grains and higher degrees of turbulence (Dubrulle et al. 1995;Youdin & Lithwick 2007).

The vertical transport of solids exposes them to very different disk environments. Dust grains are stochastically transported to high altitude and low-density regions above the disk midplane. Ciesla (2010) developed a numerical simulation to integrate the motion of individual particles and showed that micron-sized grains spent ∼32% of their lifetime at altitudes above the scale height of the disk, including ∼5% at heights above four times its scale height,regardlessofthe distance from the Sun. In such low-density environments, photochemistry plays a primordial role, as demonstrated by Ciesla & Sandford (2012), because UV photons are weakly attenuated at those heights. This also holds for the CRF irradiation of grains that should be substantially enhanced compared to the dose received by particles residing in the midplane. Under those circumstances, the production of S 2 should be favored in icy grains over several cycles of vertical transport toward the surface of the disk. This scenario should also favor the formation of O 2 from irradiation of H 2 O ice (see Mousis et al. 2016b for details).

Discussion and Conclusions

It is reasonable to assume that the multiple forms of irradiation hitting the microscopic icy grains in low-density environments such as ISM or the upper layers of protoplanetary disks can lead both to the formation of S 2 molecules and the development of cavities in these grains, in which the molecule remains sequestered. The same scenario has been proposed for O 2 formation and stabilization in cometary icy grains (Mousis et al. 2016b). In the case of S 2 formation, the possibility of forming the dimer via the radiolysis of S-bearing ices remains an open question. Future experimental work is needed to check the viability of this mechanism.

The possible formation of S 2 in icy grains via their irradiation in ISM, together with the short lifetime of this molecule in the gas phase, leads to the plausible possibility that comets agglomerated from pristine amorphous grains that never vaporized when entering the PSN, as already envisaged for the origin of 67P/C-G's material (Rubin et al. 2015a;Mousis et al. 2016b). On the other hand, the formation of S 2 in icy grains that migrated toward the upper layers of the disk is compatible with their condensation in the PSN midplane. This mechanism leaves open the possibility that these grains are made of crystalline ices and clathrates, as proposed by Mousis et al. (2016a) and Luspay-Kuti et al. (2016) to account for several pre-perihelion compositional measurements made by the Rosetta spacecraft in 67P/C-G. The same process could explain the presence of O 2 measured in situ in comets 67P/C-G and 1P/Halley (Bieler et al. 2015;Rubin et al. 2015b). Interestingly, whatever the ice structure considered for the icy grains, the voids allowing the stabilization of S 2 can be considered as analogs of clathrates in terms of cage sizes and intermolecular interactions.

The fact that one H 2 S replacing one H 2 O has little influence on the stability of the solid lattice is a favorable situation for the formation of a mixed ice. It is plausible that some segregation occurs with the formation of H 2 S islands in the bulk of crystalline or amorphous water ice. Then, the proper conditions would be realized for the in situ formation of S 2 , especially if we remember that the formation of one S 2 requires at least the destruction of two imprisoned sulphur species. The plausible formation of H 2 S clumps is a strong argument in favor of a non-uniform distribution of S 2 within cometary ices. Note that in the case of irradiation of crystalline grains condensed in the PSN and transported toward the upper layers of the disk, the formed S 2 may be entrapped in clathrates [START_REF] Grim | [END_REF], also forming a solid phase distinct from water ice in cometary grains.

The immediate consequence of the presence of distinct S 2bearing solid phases is the difficulty to predict the S 2 correlation with H 2 O or H 2 S in 67P/C-G from Rosetta measurements. The S 2 /H 2 O abundance ratio is directly linked to the region of the comet whose desorption is observed. Contrary to O 2 whose apparent good correlation with H 2 O is explained by its trapping in water ice (Bieler et al. 2015;Mousis et al. 2016b), no global trend should be drawn between the variation of S 2 and H 2 O abundances if S 2 is distributed within both the S-bearing and H 2 O ices. Indeed, S 2 may be released simultaneously from the H 2 O layer present close to the surface and from H 2 S clusters localized deeper in the subsurface. Our results are supported by the ROSINA data collected between 2015 May (equinox) and 2015 August (perihelion), showing that there is no clear correlation of S 2 with H 2 O or H 2 S in 67P/C-G (Calmonte et al. 2016). These observations allow us to exclude the trapping of S 2 in a dominant ice reservoir. If S 2 was mainly trapped in H 2 Sbearing ice, then the outgassing rates of S 2 and H 2 S should have been well correlated during the period sampled by the ROSINA instrument. The same statement applies if S 2 had been essentially trapped in water ice.
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Introduction

The four Galilean satellites (Io, Europa, Ganymede, and Callisto) are thought to have formed during the very late stages of Jupiter's formation, at a time when Jupiter was surrounded by a circumplanetary disk (CPD; see e.g., Canup & Ward 2009;Estrada et al. 2009). While of comparable masses, these four satellites have different densities (Io: 3527.5 ± 2.9 kg m -3 , Europa: 2989 ± 46 kg m -3 , Ganymede: 1942.0 ± 4.8 kg m -3 , Callisto: 1834.4 ± 3.4 kg m -3 ; [START_REF] Schubert | Jupiter. The Planet, Satellites, and Magnetosphere[END_REF]) due to different water mass fractions (Io: ∼0%, Europa: ∼8%, Ganymede and Callisto: ∼50%) and their density decreases (hence their water mass fraction increases) with increasing distance to Jupiter (Anderson et al. 1998;Sohl et al. 2002;[START_REF] Schubert | Jupiter. The Planet, Satellites, and Magnetosphere[END_REF]). This gradient in water mass fraction puts a strong constraint on (1) the satellites' formation conditions and/or (2) their subsequent thermal evolution via tidal heating.

Concerning case (2), it has been proposed that the density gradient among the satellites results from increased tidal heating (Canup & Ward 2009;Dwyer et al. 2013) with decreasing distance from the planet. However, Io is currently dissipating ∼1 ton s -1 of material in the Jovian magnetosphere which, integrated over 4 billion years, represents only ∼0.1% of its mass. This argument alone is insufficient to fully preclude the proposed mechanism but it suggests that tidal heating is not the most likely mechanism to explain Io's or Europa's low water content (see also the discussion in Canup & Ward 2009).

Concerning case (1), the first explanation that has been proposed is an increasing relative velocity among the building blocks with decreasing distance from the planet leading to substantial water loss in the case of the most energetic impacts (Estrada & Mosqueira 2006), which occurred closer to Jupiter. Nonetheless, this scenario has been discarded by a detailed study showing that Io and Europa analogs exhibit an overabundance of water when they are formed via an N-body code simulating imperfect accretion and water loss during collisions (Dwyer et al. 2013). A second explanation is that the observed water gradient among the satellites results from an outwardly decreasing temperature of the CPD, leading to the existence of a snowline at a given radial distance from Jupiter (see, e.g., Lunine & Stevenson 1982). In this case, bodies that formed inward of the snowline (Io) accreted from essentially water-poor building blocks, whereas bodies that formed outward of the snowline (Ganymede, Callisto) formed from a primordial mixture of water ice and silicates (e.g., Canup & Ward 2002;Mosqueira & Estrada 2003a, 2003b;Mousis & Gautier 2004). Within this scenario, the low water content of Europa is puzzling. So far, Europa's water content has been mostly attributed to its formation both outward and inward of the snowline due to either (i) its migration inward of the snowline during formation (i.e., growth), (ii) the progressive cooling of the disk and thus inward migration of the snowline during its formation, or (iii) an interplay between the two mechanisms (Alibert et al. 2005;Canup & Ward 2009). However, the evolution of the CPD has been systematically modeled using an ad hoc parametrization of the turbulent viscous disk (the so-called α-viscosity, Shakura & Sunyaev 1973) which governs the temperature evolution and lifetime of the disk. While providing a good starting point for evolutionary disk models, this kind of parametrization has been highly questioned in recent years (Bai & Stone 2013;Simon et al. 2013;Gressel et al. 2015). Hence, using a predefined α-viscosity prescription to describe the CPD's evolution and provide hints on Europa's formation remains questionable. The same remark holds for planet (or satellite) migration, which has also been extensively studied within recent years (see, e.g., Paardekooper et al. 2010;Bitsch et al. 2014). These studies have shown that in realistic disk conditions, migrating planets can behave significantly differently from what was previously thought, i.e., a persistent inward motion (e.g., Tanaka et al. 2002), due to the existence of regions where the migration is halted and even reversed. Because the studies of satellite formation have been based so far on the migration formulation of Tanaka et al. (2002;e.g., Canup & Ward 2002, 2006;Alibert et al. 2005;Sasaki et al. 2010) their proposed growth/migration scenario is questionable.

Overall, it appears that Europa's composition (as well as those of the other Galilean moons) is the consequence of the way the satellite formed within the Jovian CPD rather than the result of some post-formation mechanism. Hence, investigating how the partial devolatilization of Europa's building blocks occurred within the circum-Jovian disk should provide important constraints on the processes that took place during its formation.

In this work, we investigate the formation conditions of the Galilean moons, and in particular those of Europa, by coupling a transport model of solids including aerodynamic drag, turbulent diffusion, surface temperature evolution, and water ice sublimation with a classical CPD prescription. Considering the fact that Dwyer et al. (2013) demonstrated the inability of classical accretion of large (D∼10-100 km) satellitesimals to reproduce the observed density gradient among the satellites, we focus here on the evolution of the so-called pebbles (D∼1 cm-10 m). Pebble accretion has become an attractive scenario over recent years, as it is able to explain the growth of both the planets and the small bodies in our solar system (see, e.g., Lambrechts & Johansen 2012, 2014;Morbidelli et al. 2015).

The outline of our paper is as follows. The transport model of solids and the used CPD prescription are detailed in Section 2. The results of our simulations are presented in Section 3. Sections 4 and 5 are devoted to discussion and conclusions, respectively.

Methods

In this section, we provide a detailed description of our model. Similarly to Canup & Ward (2002) and Sasaki et al. (2010), we used a simple quasi-stationary CPD model to (i) derive the gas density and temperature distributions and (ii) analytically determine the radial and azimuthal velocities of the gas (Section 2.1). To model the transport of solids (Section 2.2), we numerically solved the equation of motion of the solid particles, including the effect of gas drag, turbulent diffusion and sublimation of water ice.

Circumplanetary Disk Model

The gas surface density of our CPD is derived from the gas starved disk model of Canup & Ward (2002). In this concept, the CPD is fed through its upper layers from its inner edge up to the centrifugal radius r c by gas and gas-coupled solids inflowing from the protosolar nebula (PSN). In practice, the centrifugal radius, which corresponds to the location where the angular momentum of the incoming gas is in balance with the gravitational potential of Jupiter, evolves with time and moves toward larger distances with respect to the growing Jupiter.

Here, we focused on the very late stages of Jupiter's formation when the satellites start their accretion. We thus considered the centrifugal radius at a fixed distance r c =26 R Jup for all our simulations (see, e.g., Canup & Ward 2002;Mosqueira & Estrada 2003a;Sasaki et al. 2010). The surface density is obtained by considering an equilibrium between the mass inflowing from the PSN onto the CPD and the mass accretion rate Ṁp onto Jupiter (Canup & Ward 2002): where R d is the outer radius of the disk, here assumed to be equal to 150 R Jup based on 3D hydrodynamic simulations (Tanigawa et al. 2012). ν is the turbulent viscosity given by (Shakura & Sunyaev 1973)
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where α is the coefficient of turbulent viscosity, Ω K the keplerian orbital frequency. H g =c g /Ω K is the gas scale height derived from the isothermal gas sound speed m = c R T g g d g . R g is the ideal gas constant, μ g is the mean molecular weight of the gas (∼2.4 g mol -1 ), and T d is the CPD's temperature at a given distance from the planet. The temperature profile is derived from the simple prescription of Sasaki et al. (2010): This temperature profile is obtained from the balance between the energy provided by viscous dissipation within the CPD and the energy loss through blackbody radiation of the disk. This expression gives the temperature at the radiative surface of the disk, where energy balance is achieved. where Ṁp,0 is the initial mass accretion rate and τ disk is the lifetime of the nebula, which drives its evolution.
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An example of surface density and temperature profiles of the CPD is presented in Figure 1 for a mass accretion rate of 10 -7 M Jup yr -1 and a turbulent parameter α=10 -3 . In that case, the temperature profiles allow the survival of water ice at Ganymede and Callisto's current location.

Because this work aims at describing the interaction between solid particles and the gas, we have added a prescription computing the velocity of the CPD's gas. To do so, we considered that the gas is in hydrostatic equilibrium in the vertical direction and the vertical velocity of the gas is therefore zero (see Takeuchi & Lin (2002) for a discussion about the validity of this assumption). In the radial direction, however, the generally outward pressure gradient force causes the gas to rotate at a slightly subkeplerian velocity. The equation of motion of a gas parcel in the radial direction is given by
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where Ω g is the rotation frequency of the gas, M is the mass of the central object, and R is the distance of the gas parcel from this object. Assuming r = P c g g 2 , this gives the well-known relation for the gas orbital velocity v f, g (see, e.g., Weidenschilling 1977)
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where v K is the keplerian orbital velocity and η is a measure of the gas pressure support.

Using the above relations, we derived the velocity of the gas in the radial direction from the azimuthal momentum equation of the viscous gas:
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where T rf and T fz are the shear stresses expressed as (e.g., Takeuchi & Lin 2002)
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. 8 r g g z g g Equation (7) directly yields the expression for the radial velocity of the gas:
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where we used the fact that v f,g =rΩ g and replace the shear stresses by their expressions.

Using the assumption of vertical hydrostatic equilibrium for the gas, its density is given by
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This set of equations allows us to determine the radial velocity of the gas flow as a function of the distance to the planet and height above the disk midplane. Note that the density-weighted average of Equation ( 9) over z results in the mean accretion flow velocity v acc derived by Lynden-Bell & Pringle (1974):
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Figure 2 represents the radial velocity vertical profiles calculated at different distances from Jupiter and for different values of α. The velocity profiles are poorly influenced by the distance from the central planet. Instead, they strongly depend on the disk's viscosity where higher levels of turbulence result in larger velocities (both inward and outward) and consequently faster evolution of the disk. The velocities are small and slightly positive (outward) close to the midplane while at greater heights, namely in the less dense parts of the disk, they become larger and negative (inward). Such profiles have already been detailed in several studies of protoplanetary disks (PPDs; e.g., Takeuchi & Lin 2002;Keller & Gail 2004;Ciesla 2009). It should be noted that such velocity profiles have not been found in turbulent simulations of disks (Fromang et al. 2011) because the magneto-rotational instability, which is the source of turbulence in these simulations, results in nonuniform effective viscosity in the vertical direction. However, the outward radial velocity in the midplane of the CPD has been evidenced in several 3D hydrodynamic simulations (Klahr & Kley 2006;Tanigawa et al. 2012) as well as in MHD simulations (Gressel et al. 2013). Moreover, only small dust grains that are well coupled with the gas can be significantly affected by its meridional circulation. The dynamics of larger grains/solids are mostly dictated by the deviation from keplerian orbital velocity of the gas (see Section 2.2). It is therefore unclear, given the current knowledge of the structure of CPDs and PPDs, whether or not the radial velocity profiles we used are realistic, but this should hardly change our general conclusions. 

Particles Dynamics and Thermodynamics

A lagrangian integration method is used to track the individual particles within the CPD. The transport model includes several mechanisms. Among them, the primary mechanism dictating the dynamical evolution of solids is the gas drag. Contrary to gas, solid particles are not pressure supported and their velocities do not deviate from the keplerian velocity. Solids consequently orbit around the planet faster than the gas does and feel a headwind. They transfer angular momentum to the gas via friction forces on a timescale called the stopping time of the particle t s . This quantity generally depends on the size of the particle R s , the gas density, and the relative velocity v rel between the particle and the gas. Assuming that solids are spherical particles, their stopping time is (Perets & Murray-Clay 2011;Guillot et al. 2014)
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is the gas thermal velocity and ρ s is the density of the solid particle, assumed to be 1 g cm -2 regardless of its size. The dimensionless drag coefficient C D is a function of the Reynolds number Re of the flow around the particle (Perets & Murray-Clay 2011):
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The Reynolds number is given by (Supulver & Lin 2000)
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where l g is the mean-free path of the gas. The stopping time is divided into two regimes. The Epstein regime is valid when the particle size is smaller than the meanfree path of the gas. In this case, the stopping time does not depend upon the relative velocity between the particle and the gas. When the particles are larger than the mean-free path of the gas, the gas should be considered to be a fluid. In such a case, the stopping time depends upon the relative velocity and the Reynolds number of the flow. In the limit Re=1 (Guillot et al. 2014), the conditions of the widely used Stokes regime are fulfilled.

The equation of motion of the particles within the CPD is then given by
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where M p is the mass of the central planet (here Jupiter), R is the position vector of the particle, v s is its velocity vector, and v g is the velocity of the gas. The equation is integrated with an adaptive time step ODE solver1 (Brown et al. 1989), using Adams methods for particles with sizes down to 10 -3 m. An implicit backward differentiation formula scheme is used to integrate the motion of lower size particles whose small stopping times imply a too restrictive time step for an explicit scheme (the time step should be smaller than the stopping times of the particles).

Small dust grains (∼μm) have very short stopping times (e.g.,
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), meaning that they quickly become coupled with the gas. On the other hand, large planetesimals (tens or hundreds of kilometers in radius) have long stopping times
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) and their motion is hardly affected by the friction with the gas. Intermediate planetesimals, with sizes in the ∼centimeter range, efficiently loose angular momentum but on timescales that are too long to allow them to become coupled with the gas. These bodies thus always feel a headwind and they continue loosing angular momentum, causing them to rapidly drift inward toward the central planet. The solids that experience the most rapid inward drift are those whose Stokes number St, namely the stopping time multiplied by the local keplerian frequency (Ω K t s ), is of the order of unity.

Figure 3 represents the midplane radial velocity of particles as a function of their Stokes number (left panel) as well as the size associated with the Stokes number (right panel) for solids at a distance of 15 R Jup from Jupiter. The left panel of Figure 3 shows a comparison of the velocity of particles in the simulation (black dots) with that derived from the analytical formula (see, e.g., Birnstiel et al. 2012):
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Almost all solids are steady in the disk compared to the very rapid dynamics of the pebbles (particles with St 1) that drift inward at high velocities.

The other mechanism affecting the motion of solids is turbulent diffusion. Turbulent eddies can entrain particles during their cohesion timescale and would efficiently mix radially and vertically small dust grains that couple well with the gas. The motion of solids due to turbulence is modeled following Ciesla (2010Ciesla ( , 2011) ) with a stochastic kick in the position of the particle (see also Charnoz et al. 2011). Additional advection terms are also added to account for the non-uniform background gas density and diffusivity of solids (see Equation [START_REF] Salmon | Accretion of Saturns Inner Mid-sized Moons from a Massive Primordial Ice Ring[END_REF]). For a detailed description of this kind of model, we refer the reader to the work of Ciesla (2010Ciesla ( , 2011) ) Figure 2. Radial velocity profiles of the gas as a function of the height above the midplane at different distances from Jupiter. Solid and dashed lines correspond to profiles calculated with α=1×10 -4 and 5×10 -4 , respectively.

and Charnoz et al. (2011) who comprehensively describe the physcics modeled and demonstrate how the Monte Carlo method is able to solve for the advection-diffusion equation of the solids. Accounting for all transport mechanisms, the new position of a solid particle along any axis of a cartesian coordinate system after a time step dt can be expressed as (Ciesla 2010(Ciesla , 2011;;Charnoz et al. 2011)
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where x stands for any cartesian coordinate, R 1 ä[-1; 1] is a random number, σ 2 is the variance of the random number distribution, D p the diffusivity of the solid particle and v adv is the term accounting for the non-uniform density of the gas in which the particles diffuse as well as the non-uniform diffusivity of the particles, and the forces experienced by the particle, namely the gravitational attraction from the central planet and the gas drag (see Equation [START_REF] Salmon | Accretion of Saturns Inner Mid-sized Moons from a Massive Primordial Ice Ring[END_REF]). D p is related to the gas diffusivity through the Schmidt number Sc as (Youdin & Lithwick 2007):
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p 2 implying that solids with large Stokes number are not significantly affected by turbulence. The advective velocity v adv is given by (Ciesla 2010(Ciesla , 2011;;Charnoz et al. 2011)
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where the two first terms account for the gradients in gas density and solid diffusivity and the last term is the velocity of the particle determined from its equation of motion (Equation ( 16)).

We have also included the sublimation of water ice in our model to track the evolution of the ice fraction of the solids during their transport within the CPD. This ice fraction is compared with the present water content of the Galilean satellites. The surface temperature of the solids is calculated following the prescription of D 'Angelo & Podolak (2015), in which several heating and cooling mechanisms are considered. The main heat source is the radiation from the ambiant gas at the local temperature T d . Friction, and the gas also heats up the surface of the body. Water ice sublimation on the other hand is an endothermic process that substantially lowers the temperature of the solid.

Finally, energy is radiated away from the surface at the surface temperature of the body. Taking into account all the heating and cooling sources, and considering that these processes only affect an isothermal upper layer of thickness δ s , the evolution of the surface temperature T s of the solid is given by ( where R s is the radius of the particle, C s is the specific heat of the material set to 1.6×10 3 J kg -1 K -1 (specific heat of water ice at ∼200 K), ò s is the emissivity of the material, σ SB is the Stefan-Boltzmann constant, and L s is the latent heat of sublimation of water ice (L s = 2.83 × 10 6 J kg -1 ). Usually, the heating due to gas friction has a negligible effect so that the surface temperature of the bodies tends to equal to that of the disk when water ice sublimation is not significant. On the other hand, when sublimation is important, the surface temperature can be significantly lowered (see Section 3 and Figure 5 for more details).

The resulting mass-loss rate due to water ice sublimation is then given by 1 and α=10 -3 . The solid line shows the solution of the analytical formula given by Equation ( 17), which fits well the results of our integration. Small dust grains with sizes smaller than ∼10 -3 m have a slightly positive velocity, which is that of the gas at the midplane (v r,g ;0.15 m s -1 ). Overall, there is more than one order of magnitude difference between the velocity of pebbles (solids with St ∼ 1) and those of the larger (St?1) and smaller (St=1) particles. Right: correspondance between the Stokes number and the size of the particles.
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where P v (T s ) is the equilibrium vapor pressure of water over water ice at the temperature T s , μ s is the molecular weight of water, and R g is the ideal gas constant. The above expression is neglecting the effect of the partial pressure of water and holds in vacuum. the partial pressure of water vapor in the disk. However, we do not follow the evolution of the water vapor in this study and the initial composition of the CPD is uncertain, as water was most likely in condensed form at Jupiter's orbit. Our expression therefore yields to "colder" snowlines as the sublimation of water ice should be inhibited whenever
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in more realistic conditions. The equilibrium vapor pressure P v (T s ) is computed from Fray & Schmitt (2009):
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where P t =6.11657×10 -3 bar and T t =273.16 K are the pressure and temperature of the triple point of water respectively. The coefficients e i are given in Table 1.

The thickness of the isothermal layer is given by D 'Angelo & Podolak (2015) as
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where K s is the thermal conductivity of ice (∼3 W m -1 K -1 at 200 K). At a surface temperature of 150 K the thickness of the isothermal layer is δ s ∼4.7 m while at 200 K it is reduced to ∼2 m. For the sake of simplicity, we do not consider here a mixture of ice and rock that would primarily have a slightly lower specific heat and a slightly higher thermal conductivity. The impact on our results focusing on the sublimation of water ice would only be minor, as D 'Angelo & Podolak (2015) demonstrated that the differences in the ablation rates among completely icy and mixed composition bodies are no more than ∼10%.

The equations depicting the surface temperature evolution and mass ablation rate are integrated together with the equation of motion of the particle. The change in radius caused by ice ablation is taken into account during the determination of the stopping time and consequently in the motion equation of the particle. For the sake of simplicity, we assume that the density of the solids is not modified during ice ablation and the radius of the particle is therefore always given by pr = ( ) Rs M 3 4

s s 1 3 . This is equivalent to considering that the porosity of the body increases when ice sublimates.

Results

Figure 4 presents the results of simulations with initial sizes of 10 -6 , 10 -1 , 1, 10 3 , and 10 4 m, to illustrate their very different behavior in terms of dynamics and thermodynamics.

We applied our model to particles of different initial sizes (10 -6 , 10 -1 , 1, 10 3 , and 10 4 m) and tracked the dynamical and compositional evolution over a short timespan (2700 years). Specifically, one thousand particles per size bin were initially released in the midplane of the CPD at distances ranging between 20 and 35 R Jup . At the beginning of the simulation, all particles have an ice mass fraction f ice =m ice /m tot =0.5. The CPD is assumed to be in steady-state with = - -Ṁ M 10 yr p 7 Jup 1 and α=10 -3 , which gives the surface density and temperature profiles drawn in Figure 1, allowing us to focus the results on solids' evolution. The inner edge of the disk is set equal to 3.5 R Jup . Solids crossing this distance are considered lost to the planet, implying that their motion is no longer integrated. In Figure 4, we display the rock mass fraction ( f rock = 1-f ice ), height, and distance to Jupiter of the solids as functions of time.

The different dynamical behavior as a function of particle size is well illustrated in Figure 4. A common feature for all particle sizes is the much faster vertical than radial diffusion timescale. The first column of the figure, showing the radial and vertical position of the solids after ∼2.7 years of evolution, illustrates the fact that solids are already distributed vertically and this distribution does not significantly change further in time. As expected, larger solids concentrate more in the midplane of the disk whereas micron-sized dust particles are efficiently entrained by turbulence and follow the distribution of the gas. It is important to note that the vertical position of the solids (Figure 4) is represented in units of the gas scale height H g (r) at the radial position of the particle. The radial drift of the particles also follows a well-known trend with very small particles (micron-sized) being well coupled with the gas, intermediate-sized particles (1 cm-1 m) drifting inward at a high pace, and large particles (1 km) drifting inward and diffusing outward at a very low pace.

Concerning the compositional evolution of the particles, some clear trends emerge (see Figure 4). It appears that size strongly influences the ability of a given particle to retain water while drifting inward. In short, larger bodies are able to retain significantly more water than the smaller ones. For example, meter-sized bodies located inside of ∼12 R Jup have lost all their water after 27 years of evolution whereas kilometer-sized bodies (fourth row of Figure 4) have retained most of their water at the same location. The same applies for 10 3 and 10 4 m solids after 270 and 2700 years of evolution. It is also interesting to note that due to their limited inward drift and rather long sublimation timescales, water-free and water-rich kilometer-sized bodies can coexist at the same location, a feature that is not observed among the smaller particles.

The origin of such compositional evolution as a function of particle size is twofold. First, from Equation (22), one can derive that the ablation timescale at a given location of a particle is M s (dM s /dt) -1 ∝R s , implying that larger particles retain more water than smaller ones. Second, because water ice Note. The coefficients are taken from Fray & Schmitt (2009).

sublimation is an endothermic process, it cools down the surface temperature of large particles efficiently for longer time. Considering negligible the heating due to friction with the gas and that an equilibrium is rapidly attained, Equation (21) reduces to
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When the release of sublimation heat is important (right-hand side of the equation), the surface temperature of the bodies departs from that of the surrounding gas. This process is well illustrated in Figure 5, where the surface temperature of 10 km and 10 cm sized planetesimals is shown (blue and yellow dots, respectively) along with the temperature of the surrounding gas (black dashed line) and the solution of Equation (26) (red dashed line). Closer to Jupiter, where the CPD is hotter, the temperature of these bodies departs from that of the gas because a significant amount of water sublimates at their surfaces. The surface temperature given by Equation (26) slightly underestimates the temperature but is a good approximation. In spite of that, the ablation timescale of 10 cm particles remains short and their water ice is entirely sublimated when they approach at distances 10 R Jup . Interior to this distance, the surface temperature of the 10 cm bodies abruptly catches up with the disk temperature. The efficient cooling during water ice sublimation and the fact that the sublimation timescale scales with the size of the object allows larger bodies to retain water over much longer timescales than their smaller siblings.

Due to the very short lifetime of the solids with sizes in the 10 -1 -1 m range, we ran another set of simulations to study in more details their evolution within the CPD. We also extended the size range down to 10 -2 m particles.

We ran simulations using 10,000 particles, released between 25 and 35 R Jup and we opted to randomly reinject in this region 1 and α=10 -3 . From top to bottom, each row displays the evolution of solids of different initial sizes with radii of 10 -6 , 10 -1 , 1, 10 3 , and 10 4 m. The radial and vertical positions of the solids are expressed in R Jup and local gas scale height respectively. The color of each particle illustrates its composition with bluer particles having a higher water ice mass fraction.

the particles that cross the inner edge of the CPD at 3.5 R Jup . In a way, we mimic a flux of pebbles that would originate from farther locations within the CPD. The parameters of the CPD are those used in the previous simulations.

Figure 6 shows the average water ice mass fraction f ice of solids with sizes of 10 -2 , 10 -1 , and 1 m as a function of the distance to Jupiter. Due to the rapid dynamics of these solids and the fact that we reinject them, an equilibrium is rapidly attained, meaning that the curves shown in Figure 6 are steady in time for a stationary CPD. These curves would, however, shift toward Jupiter as the disk slowly cools down compared to the drift timescale of the pebbles. During their inward migration, solids gradually loose water ice and therefore exhibit a gradient in their water mass fraction as a function of the radial distance. The solids able to transport water the farthest inside the disk are the 10 -1 m pebbles because of their very rapid inward motion. The solids with a size of 10 -2 m display a very similar behavior, although their water mass fraction is shifted in the outer radial direction. This shift is due to the shorter ablation timescale of 10 -2 m pebbles compared to that of the larger ones, although their velocity is comparable (see Figure 3). Larger meter-sized bodies exhibit a less steep gradient in their water mass fraction because of their much slower inward velocities. They spend a greater amount of time in a given environment than smaller pebbles, causing them to be more ablated and therefore they are not able to carry as much water as 10 -1 m pebbles.

Overall, we find that the pebbles define three distinct compositional regions. In the outer region, the solids mostly retain their primordial water content because they do not suffer from substantial sublimation. In the innermost region, the solids have already lost all of their water ice and are essentially rocky. In between these two regions, the particles exhibit a gradient in their water content over an area that is ∼3 R Jup wide due to the combined effect of inward drift and sublimation.

Discussion

Here we put into perspective the results presented in the previous section with the current composition of the Galilean system. We try to provide some constraints on the size of the building blocks of the Jovian moons and discuss the implications on different mechanisms, such as the delivery of solids to the CPD or the migration of the satellites, which were not studied here. Overall, we try to provide new insights on the formation of the satellites of Jupiter and some exploration tracks for the future.

Constraints on the Size of the Building Blocks of the Galilean Satellites

We presented in Section 3 the dynamical and compositional evolution of particles with a wide range of sizes. We find that larger objects are able to retain more water ice than smaller ones, and that the ablation timescale of planetesimals with sizes 10 4 m is significantly enhanced in hot environments due to an efficient cooling of their surfaces. While it is common to assume that solids inside the snowline are rocky whereas the ones residing outward are icy (e.g., Alibert et al. 2005;Sasaki et al. 2010), our results show that the solids embedded within Jupiter's CPD should have been (at least initially) relatively smaller than 10 3 m to ensure this. If the initial building blocks of the satellites were large (D10 3 m) icy objects ( f ice =1), Io and Europa would probably have formed with substantially more water than they possess today. This finding is also supported by the study of Dwyer et al. (2013), which demonstrated that water loss during collisions of large planetesimals is not a sufficient mechanism to account for the formation of a water-free Io and Europa with less than 10% water by mass. Conversely, if the initial building blocks of the satellites were small (D10 -6 m) icy particles (ice/rock=1), Io and Europa would have formed without water and Europa should be dry today.

There is only one size range that allows the direct formation of a dry Io, of a Europa with low water content and of two icy moons (Ganymede, Callisto) in the outer region of the CPD, namely 10 -2 mD1 m. If our proposed scenario is the right one, this implies that Europa could have had any water content between 0% and 50% while forming in the intermediate region (see Figure 6). In summary, the growth of Europa could have been restricted to this "intermediate" region, where the protosatellite would have accreted partially dehydrated, drifting material. Recent studies have shown that the accretion of solids with a Stokes number close to unity, such as those solids we present in Figure 6, is very efficient (e.g., Lambrechts & Johansen 2012). These pebbles are therefore good building blocks candidates, as their composition within the Jovian CPD could have defined three distinct compositional regions coherent with the current water content of the Galilean satellites.

It should be noted that the positions of the different regions defined on Figure 6 do not match the current location of the Galilean satellites. Whereas it would be easy to adjust the mass accretion rate Ṁp to shift the position of the different regions, we do not want to suggest that these bodies formed in a steady disk or that they necessarily formed at the position we observe them today by doing so. These issues are further discussed in the next section. 26). The high water ice ablation rates suffered by these bodies efficiently cools down their surface temperatures in the inner part of the disk, making them substantially depart from the ambient gas temperature. However, 10 cm bodies cannot retain water ice below ∼10 R Jup so that their surface temperature is that of the ambient gas interior to this distance.

Caveats of the Model and Roadmap for Future Research

We discuss here some of the processes that likely played a role during the formation of the satellites and that we did not study here, and how they would fit with our findings. We also recall the assumptions of the model we used and how it affects our results.

Model assumptions-We start here by discussing the assumptions upon which our results rely and some of the processes we neglected in this study. In our simulations, we considered that solids lose water via sublimation of water ice and that the refractory part remains. This gradual sublimation of pebbles gives rise to the region suitable for the formation of Europa-like bodies. Other studies of grain sublimation suggest that solids are disrupted into small micrometer dust grains when they cross the snowline (see, e.g., Saito & Sirono 2011). In such a case, no gradient in the composition of the solids would exist, but rather a twofold population constituted of very small silicate grains inside the snowline and large icy grains outside. Whether or not disruption of the grains occurs at the snowline depends on the structure of the grains. Very porous aggregates of silicate monomers covered with ice are prone to disruption while more compact aggregates or collisional fragments of larger bodies would more likely stay intact. The structure of the solids embedded within the Jovian CPD is uncertain and would primarily depend on the delivery mechanism of solids within the CPD, which is discussed next.

In addition, our model does not consider the condensation of water vapor onto grains. Although the effect on centimeter or larger grains should be moderate, it has a great importance for the evolution of small dust grains onto which condensation will preferentially occur (Ros & Johansen 2013). As we did not include grain growth either in our model, we miss effects such as local water vapor or solids enhancement close to the snowline (e.g., Ciesla & Cuzzi 2006). This is, however, beyond the scope of this study and would only be relevant if the solids within the CPD built-up from small dust grains. This depends, again, on wether solids are primarily brought to the CPD in the form of small, well coupled grains or in the form of larger, already decoupled aggregates. As we discuss below, this question remains to be investigated but our results would be more consistent with the delivery of already decoupled and rather compact solids.

Delivery mechanism of solids-The main origin of solids in the Jovian CPD, which is deeply connected with the formation of Jupiter, is still debated. Two different mechanisms have been proposed to feed the CPD. Canup & Ward (2002) proposed that small dust grains that couple with the gas are entrained with the inflow onto the CPD whereas Mosqueira & Estrada (2003a, 2003b) and Estrada & Mosqueira (2006) argued that larger planetesimals crossing Jupiter's orbit could be captured through gas drag within the CPD.

While the first mechanism has not been quantitatively studied, we can note some important caveats. It is expected that dust grains can grow up to decoupling sizes with Stokes numbers 10 -2 in the regions where the giant planets formed and that the population of larger grains carry most of the mass (e.g., Birnstiel et al. 2011Birnstiel et al. , 2012)). This is also required to rapidly grow the cores of giant planets through pebble accretion (Lambrechts & Johansen 2014). It results that most of the solids mass should reside close to the midplane of the PPD in decoupled solids. This is hard to reconcile with the view of Canup & Ward (2002) who advocated a fiducial dust-to-gas ratio of 1% in the Jovian CPD. It is more likely that the gas accreted by Jupiter and its disk, which proceeded through the heights of the PPD as demonstrated by 3D hydrodynamic simulations (Tanigawa et al. 2012;Szulágyi et al. 2016), was depleted in dust. Interestingly, this depletion in dust benefits giant planet formation, as this would substantially reduce the opacity of their envelope, allowing a much faster contraction of the envelope and triggering runaway gas accretion more rapidly (Lambrechts et al. 2014;Bitsch et al. 2015).

Concerning the second mechanism, Estrada & Mosqueira (2006) and Mosqueira et al. (2010) argued that at the time of the formation of the satellites, planetesimals in heliocentric orbits would have their eccentricities and inclinations excited by almost completely formed nearby giant planets. Collisions among these excited planetesimals would have led to intense collisional grinding and resulting bodies in the meter to kilometer size range (Charnoz & Morbidelli 2003). This would provide suitable conditions for the capture of planetesimals by the CPD, as their high inclinations and eccentricities would place them onto Jupiter crossing orbits. The capture of these collisional fragments in the meter to kilometer size range is more in line with our study than the inflow of small grains, and as we mentioned, with the timing required to accrete Jupiter's envelope. It is also in agreement with the fact that starting out with large icy bodies (tens or hundreds of kilometers) would lead to the formation of hydrated inner satellites as neither collisions, as demonstrated by Dwyer et al. (2013), nor sublimation, as we pointed out in this study, seem efficient enough mechanisms to dehydrate such large building blocks. This capture scenario, however, remains to be investigated and quantified. A better knowledge of the initial solids size and mass distribution within the Jovian CPD is crucial to disentangle from different formation mechanisms of the Galilean satellites. The key question here being to determine whether enough mass in the meter to tens of meters range can be brought within the CPD for pebble accretion to be relevant.

Time evolution of the CPD and migration of the satellites-Here we briefly discuss the time evolution and cooling of the CPD, which we have neglected to focus on the evolution of the solids only. Although its structure and evolution timescale are very poorly constrained, the disk surrounding Jupiter likely evolved with time. Depending on the viscosity and mass accretion rate, the evolution of the CPD could have occurred on timescales ranging from ∼10 4 to 10 6 years (Miguel & Ida 2016). The evolution and cooling of the CPD was therefore very slow compared to the inward drift of pebbles. It results that the composition of these solids would not be directly affected by the cooling of the disk. Provided that icy pebbles come from the outer parts of the CPD and drift toward its inner regions, they should always exhibit a gradient in composition when crossing the snowline. The disk's evolution would only affect the location of the snowline, namely the region where the gradient exists.

The question that remains to be elucidated is then whether or not the complete formation of the satellites, and particularly Europa, could have occurred in a given region matching their composition. This would depend on the ratio of their growth/ migration timescale to the CPD's evolution timescale. Fully forming Europa in the region inside the snowline would either imply that (i) its growth timescale was much faster than its migration timescale and the cooling timescale of the CPD or (ii) its migration timescale was comparable to the disk evolution timescale so that Europa migrated inward together with the snowline as the CPD cooled over time. While (i) could be hard to reconcile with the fact that Callisto migth not be fully differentiated, implying a formation timescale of ∼10 5 years (see, e.g., Canup & Ward 2002), several recent studies have shown that planet traps, i.e., regions where migration is halted, are associated with the water snowline inside PPDs (Baillié et al. 2015(Baillié et al. , 2016;;Bitsch et al. 2015;Bitsch & Johansen 2016), making scenario (ii) a promising one. As the snowline moves inward over time, so does the migration trap, offering the possibility to tie the migration of a body to the evolution of the snowline.

Conclusions

In this study, we have shown that the overall bulk composition of the Galilean satellites could be naturally accounted for in a pebble accretion scenario. The strong inward drift of these solids leads to the rapid emergence of well defined regions in terms of composition that can reproduce the gradient in water mass fraction existing among the satellites. The strongest implications of this scenario are the existence of pebbles that do not completely fragment when crossing the snowline and the fact that each satellite fully accreted in a given region. The latter implies that the migration of the satellites must have been somehow tied to the evolution of the snowline, as its position determines the location of the different regions. Though it needs to be investigated in the case of the Jovian CPD; the existence of a relationship between migration and snowlines seems to be supported by recent theoritical developments about type I migration (e.g., Paardekooper et al. 2010;Bitsch et al. 2014, see also Section 4).

It is very delicate to determine whether the Jovian moon's density gradient results directly from a gradient in the water mass fraction of the solids they accreted or from a more complicated interplay among their growth, migration, and CPD's evolution given our current knowledge of these processes. While recent developments in 3D hydrodynamics simulations help better understand the accretion of gas onto the CPD (e.g., Tanigawa et al. 2012), more realistic equations of state are needed to constrain the density and temperature of the CPD (see, e.g., Szulágyi et al. 2016). A better understanding of the formation and structure of CPDs and the delivery mechanisms of solids is crucial for further developments of the Galilean satellites' formation models.
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Introduction

All four giant planets of the Solar System possess regular satellites that likely formed in situ [START_REF] Peale | Treatise on Geophysics[END_REF]. The origin of the satellite systems can therefore provide hints about the conditions prevailing during the epoch of their formation. Whereas the regular satellites of Saturn, Uranus, and Neptune may well have formed after their host planets by the spreading of massive rings (Crida & Charnoz 2012), the Galilean satellites are generally seen as a by-product of Jupiter's formation (e.g., Lunine & Stevenson 1982;Coradini et al. 1995;Canup & Ward 2002;Mosqueira & Estrada 2003a, 2003b;Mousis & Gautier 2004) and could therefore help in better understanding how, where and when the giant planet formed. Moreover, the inferred existence of a water ocean underneath the icy crust of Europa and likely within Ganymede and Callisto make the Galilean system of peculiar interest from an astrobiological point of view and motivate the search for potentially habitable extrasolar moons (for a review, see, e.g., Heller et al. 2014). Yet, some crucial steps need to be unveiled to assess the origin of the Galilean satellites and the likelihood of finding similar objects around giant exoplanets.

In the current paradigm, the Jovian satellites would have formed within a circumplanetary disk (CPD) that surrounded Jupiter at the very end of its formation (see, e.g., Canup & Ward 2009;Estrada et al. 2009, for a review). Although the development phase of a CPD and its precise structure are not well constrained, its existence around a Jupiter-mass planet has been well established through numerical experiments (e.g., Machida et al. 2008;Tanigawa et al. 2012). However, the fundamental issue of the origin of the solids embedded within the Jovian CPD remains. Although several mechanisms of solids delivery have been proposed, no consensus currently exists. This is problematic because how solids are brought to the CPD in turn dictates their initial mass and size distributions, which then essentially determine the accretion timescale of the satellites and their final masses.

Formation models of the Galilean satellites generally fall in two distinct classes, the so-called gas-starved model (e.g., Canup & Ward 2002) and the minimum mass subnebula model (e.g., Lunine & Stevenson 1982;Mosqueira & Estrada 2003a, 2003b), each being associated with a different source of solids and delivery mechanism. In the starved-disk model of Canup & Ward (2002), Jupiter is still feeding from the circumsolar disk at the formation epoch of its satellites and its CPD is constantly replenished with fresh material. Canup & Ward argue that small solids are entrained with the gas inflow onto the CPD and provide the bulk material necessary to form the satellites over a timespan of 10 5 -10 6 years. Minimum mass models, on the other hand, are ad hoc constructions of a disk where sufficient condensable material to form the satellites is augmented with gas upon reaching a solar composition. Contrary to starved-disk models, this yields very dense gaseous disks and a rapid assemblage of the satellites in 10 2 -10 4 years (Lunine & Stevenson 1982). Mosqueira & Estrada (2003a, 2003b) revisited such models by enhancing the solid mass fraction by a factor of 3-4 to account for the enrichment over solar abundances observed in Jupiter's atmosphere and adding an extended outer disk leading to a longer formation timescale of the satellites (especially Callisto). They argued that a dense CPD provides suitable conditions for the capture/ablation of planetesimals (10m) on initially heliocentric orbits close to Jupiter, which would have provided the bulk material necessary to form the satellites (see also the discussion in Estrada et al. 2009).

In both scenarios, the delivery of solids to the CPD is tightly linked to the formation history of Jupiter and the distribution of dust/planetesimals in its vicinity. In recent years, large strides have been made in the theory of planet formation. Of particular interest are numerous recent studies that have demonstrated the efficiency of the so-called pebble accretion, i.e., the gas drag assisted accretion of approximately centimeter-sized solids, in growing the giant planets cores [START_REF] Johansen | [END_REF]Ormel & Klahr 2010;Lambrechts & Johansen 2012, 2014;Levison et al. 2015). This new formation paradigm implies that most of the solid mass budget in the forming giant planet region was contained in pebbles and not in larger planetesimals. As the pebbles are very sensitive to aerodynamic drag, their distribution within the disk does not necessarily follow a power-law distribution, such as that advocated in the widely used minimum mass solar nebula model (e.g., Hayashi 1981), and is affected by pressure perturbations. This issue is crucial for understanding the origin of the Jovian massive moons as the spatial and size distributions of the solids in the vicinity of Jupiter set the conditions of their delivery to the CPD.

Moreover, it is now established that the growth and dynamics of the giant planets have a tremendous influence on the distribution of small bodies within the Solar System (see, e.g., Gomes et al. 2005;Morbidelli et al. 2005;Levison et al. 2009;Walsh et al. 2011;Vokrouhlický et al. 2016;Raymond & Izidoro 2017). Despite this fact, the formation of the Jovian moons in the broader context of the early history of the giant planets in the protoplanetary disk (PPD) has not been quantitatively investigated.

These considerations motivated the present study, in which we attempt to address the delivery of solid material to the circum-Jovian disk in light of the recent theories of giant planet formation (e.g., Ormel & Klahr 2010;Lambrechts & Johansen 2014;Lambrechts et al. 2014;Levison et al. 2015). In Section 2, we discuss some of the limitations of the proposed delivery mechanisms and introduce our framework. We thus propose that the building blocks of the Galilean satellites originated from a reservoir of planetesimals located at the outer edge of the gap opened by Jupiter in the circumsolar disk. However, because this reservoir remains mainly out of Jupiter's reach, in Section 3, we show the decisive role of Saturn's growth and early evolution. We show that the forming Saturn had the potential to perturb the planetesimals' orbits and to allow their delivery to both the Jovian CPD and the inner Solar System. In Section 4, we investigate the subsequent evolution of the planetesimals within the circum-Jovian disk. The implications of our results along with some additional considerations raised by the model are discussed in Section 5 and our findings are summarized in Section 6.

Sources of Solid Material

Here we briefly present the prevailing scenarios for the origin of the building blocks of the Galilean satellites and discuss some of their limitations. Considering the hurdles of the proposed mechanisms, we argue for the existence of a reservoir of material located at the outer edge of Jupiter's gap. This reservoir likely provided the bulk of the material for the Galilean satellites as will be shown in the next sections.

Inflow of Small Dust Grains

Canup & Ward (2002) postulated that the Galilean satellites formed while Jupiter was still feeding from the circumsolar disk via the replenishment of its CPD with a mixture of gas and dust in solar proportions. This model was originally proposed to circumvent some weak points of the minimum mass models, specifically the long accretion timescale needed to match the internal structure of Callisto and the survival of satellites against gas-driven migration.

However, the scenario of Canup & Ward (2002) requires that the solids brought to the CPD were in the form of perfectly coupled dust grains that have not settled toward the midplane of the disk. Indeed, hydrodynamic simulations demonstrated that the gas eventually falling onto the CPD resides well above the midplane of the circumsolar disk (Machida et al. 2008;Tanigawa et al. 2012;Morbidelli et al. 2014;Szulágyi et al. 2014). The dust grains that substantially grew up and settled toward the midplane of the disk due to gas drag would therefore not be able to reach the CPD with the characteristics defined by Canup & Ward (2002). Paardekooper & Mellema (2006) and Paardekooper (2007) have shown that only particles with sizes 10μm could be entrained with the gas flow once Jupiter opened up a gap in the circumsolar disk. Birnstiel et al. (2011Birnstiel et al. ( , 2012) ) precisely investigated dust growth within PPDs and found that it is efficient at least up to partially decoupled sizes (millimeters to centimeters, depending on the turbulence level and location in the disk), implying a substantial settling of dust grains toward the disk's midplane. Considering the results of Birnstiel et al. (2011), Zhu et al. (2012) estimated the dustto-gas ratio within the gap opened by a Jupiter-mass planet to be 10 -4 , which is two orders of magnitude lower than the protosolar value. On the other hand, Shibaike et al. (2017) studied grain growth within CPDs and find that the dust-to-gas ratio must be 1 in order to grow satellitesimals via direct collision or streaming instability (i.e., the collapse of a cloud of pebbles concentrated through gas drag into ∼100km objects, Johansen et al. 2015).

Considered together, it is difficult to reconcile these results with the scenario envisioned by Canup & Ward (2002). The gas accreted by Jupiter and the CPD was most likely depleted in dust and might not have provided the bulk of the material necessary to form the satellites.

Capture of Large Planetesimals

Another potential mechanism to deliver solid material to the CPD is the capture/ablation of larger planetesimals located in the vicinity of Jupiter due to either collisions in a gas poor environment (Estrada & Mosqueira 2006) or gas drag within a gas rich CPD (Mosqueira et al. 2010). The latter process has been numerically investigated by several authors (Fujita et al. 2013;D'Angelo & Podolak 2015;Suetsugu et al. 2016;Suetsugu & Ohtsuki 2017). However, the existence of planetesimals in the close vicinity of Jupiter is questionable. It is now well known that a planet as massive as Jupiter should have carved a deep gap in the circumsolar disk (e.g., Lin & Papaloizou 1986). The opening of a gap in the planetesimal or dust distribution will predate the opening of a deep gap in the gas distribution (e.g., Paardekooper 2007;Levison et al. 2010;Lambrechts et al. 2014;Dipierro et al. 2016;Dipierro & Laibe 2017). Unless subject to a replenishment mechanism, the feeding zone of Jupiter should have been rapidly devoid of solid material. As a matter of fact, Suetsugu & Ohtsuki (2017) pointed out that if a gap existed in the planetesimal distribution beyond the orbit of Jupiter, the accretion of material onto the CPD would be greatly reduced, if not suppressed. This is a crucial issue considering that the Galilean satellites should have formed in the later stages of Jupiter's formation (e.g., Canup & Ward 2009;Estrada et al. 2009).

The existence of a sea of planetesimals in the giant planet region to feed Jupiter's disk also remains hypothetical. In the current paradigm of planetesimal formation (see e.g., Johansen et al. 2014), specific conditions need to be fulfilled for large bodies to form, resulting in potentially very localized regions of efficient planetesimal formation (Drażkowska et al. 2016;Carrera et al. 2017;Schoonenberg & Ormel 2017). At first sight, it seems that the opening of a gap by Jupiter is problematic for the formation of its satellites as this would have substantially isolated the giant planet from any source of solid material.

Existence of a Reservoir of Planetesimals Close to Jupiter

Recent developments in the theory of giant planet formation suggest that the rapid formation of a solid core of several Earth masses is facilitated if the solid mass budget of PPDs is carried by dust grains only partially decoupled from gas, designated as pebbles, with sizes in the millimeters to centimeters range5 (Lambrechts & Johansen 2012, 2014;Levison et al. 2015). The very efficient accretion of pebbles leads to high mass accretion rates and substantial heating of the envelope that prevents its rapid contraction onto the core. Pebble accretion is however halted when the core becomes massive enough so that it significantly perturbs the surrounding gas distribution, creating a pressure maximum outside its orbit that acts as a barrier (Lambrechts et al. 2014). After reaching this mass threshold, the accretional heating of the core's envelope ceases, allowing a rapid contraction of the atmosphere of the protoplanet and its subsequent growth toward becoming a gas giant.

Once Jupiter reached the pebble isolation mass (estimated to be ∼20 M ⊕ ; Lambrechts et al. 2014), pebbles remained trapped at the outer edge of its gap and accumulated over time (e.g., Gonzalez et al. 2015). The accumulation of solids at this particular place would have lead to an enhanced dust-to-gas ratio and therefore likely provided suitable conditions to trigger the formation of large planetesimals via direct sticking or gravitational instability. Therefore, a reservoir of planetesimals should have built up over time just outside Jupiter's orbit, while the close vicinity of the planet was devoid of solid material. This reservoir is potentially so massive that Kobayashi et al. (2012) proposed that Saturn's core actually grew at the outer edge of Jupiter's gap (an hypothesis also mentioned by Lambrechts et al. 2014).

It would be surprising were such a reservoir to have existed close to Jupiter and not play any role in the formation of its regular satellites, the origin of whose building blocks remains elusive. Yet, as demonstrated by Suetsugu & Ohtsuki (2017), if the objects of the reservoir were on circular and coplanar orbits, as expected from their formation process, they would have mainly remained out of Jupiter's reach. However, there is now little doubt that Saturn once was orbiting much closer to Jupiter than it is currently (see, e.g., Deienno et al. 2017, and references therein). Saturn could therefore have had a great influence on the dynamics of the planetesimals residing at the outer edge of Jupiter's gap, exciting their orbits and potentially allowing their delivery to the Jovian CPD. This idea constitutes the cornerstone of the present study.

Delivering Planetesimals from the Reservoir

Here we investigate the orbital evolution of the planetesimals trapped at the outer edge of Jupiter's gap and under the influence of both the planet itself (assumed to have acquired essentially its current mass) and the forming Saturn.

Jupiter is assumed to be located at a heliocentric distance of ∼5.4 au, in agreement with the dynamical evolution of the giant planets after the dispersal of the circumsolar disk (Deienno et al. 2017, and references therein). This does not imply that Jupiter never suffered from any migration within the disk. Rather, the planet migration rate was substantially lowered when it opened up a gap in the disk (Lin & Papaloizou 1986;Crida & Bitsch 2017), so that the reservoir of planetesimals could have built up over time.

Regarding Saturn, we explored two different evolution pathways, first because of the many unknowns of its formation history and second, to show that the redistribution of solids from the reservoir is a natural outcome and does not necessarily require very specific configurations of Jupiter and Saturn. In Section 3.1, we investigate a scenario where the core of Saturn is formed at the outer edge of Jupiter's gap, as proposed by Kobayashi et al. (2012). Alternatively, Saturn could have formed further from Jupiter and migrated inward until being caught in resonance with Jupiter (e.g., [START_REF] Bitsch | The growth of planets by pebble accretion in evolving protoplanetary discs[END_REF]). We explore this possibility in Section 3.2.

The orbital integrations were performed using the hybrid HERMES integrator available with the open source REBOUND package. 6 Each simulation included 5000 planetesimals as test particles and the orbits were integrated with a timestep of 10 -2 /2π year. 7 In each case, we included the eccentricity damping of the giant planets due to interaction with the gas disk using fictitious forces (Appendix A). We used disk profiles including a Jupiter-mass planet and associated gap obtained from 2D hydrodynamic simulations performed with FARGO (Masset 2000). Figure 1 shows the gas distribution obtained after 300 orbits of Jupiter. We normalized the disk profiles so that the surface density at 1 au is ∼300 g cm -2 , which corresponds to a moderately evolved disk (Bitsch et al. 2015a). We included the effect of aerodynamic drag in the equation of motion of the planetesimals, considering they have a radius of 100km and a density of 1 g cm -3 (see Appendix A). When planetesimals were found at a distance r150 R Jup from Jupiter, the aerodynamic drag was computed with respect to a CPD profile derived from the parameterization of Sasaki et al. (2010). A description of the CPD model is provided in Appendix B.

We consider that planetesimals are captured within the circum-Jovian disk when they are found on a bound orbit with a semimajor axis with respect to Jupiter that is less than 0

.2R Hill , where R a M M 3 Hill Jup Jup 1 3 =  (
) is the Hill's radius of Jupiter. This quite arbitrary threshold was chosen because it corresponds roughly to the extension of the circum-Jovian disk and is plausibly deep enough in Jupiter's potential to consider the objects as permanently captured within the CPD. More details about the capture of planetesimals and a test of the validity of the threshold are presented in Appendix C. The orbital parameters of the planetesimals with respect to the Sun or Jupiter are computed using the dedicated tools provided in the REBOUND package. Captured planetesimals are removed from the simulation to save computing power and their orbital parameters with respect to Jupiter are stored.

Case 1: Growth of Saturn at the Edge of Jupiter's Gap

Here we present the results of simulations considering the growth of a body from a mass of ∼1M ⊕ up to the mass of Saturn and located at a heliocentric distance of 7 au (with Jupiter placed at 5.4 au). The mass of the protoplanet, M Sat , is increased on a timescale τ growth ranging between 10 5 and 10 6 years following
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where M i is the initial mass of the core and ΔM is the difference between the initial core mass and the final mass of Saturn. This evolution pathway is very simplified compared to the core accretion model where an envelope is slowly contracted until a rapid runaway gas accretion is triggered and then followed by a slower accretion phase when the planet carves a gap in the disk (e.g., Pollack et al. 1996). However, the classical picture of core accretion might be inaccurate due to the fact that the gas and solids distributions are significantly perturbed in the particular case considered here. Detailed investigations would be needed to obtain a more realistic growth pattern but we do not aim here at studying the precise evolution of Saturn. We nevertheless varied the growth timescale to see whether some trends stand out in the final planetesimals distribution.

Figure 2 shows the orbital evolution in the semimajor axiseccentricity plane obtained from a simulation with Saturn growing over a timescale τ growth =5×10 5 years. The eccentricity of the planetesimals is excited by Jupiter and the growing core, allowing them to cross Jupiter's orbit and be redistributed inward or outward. Some of the planetesimals are implanted in the main asteroid belt, whose boundaries are illustrated by the dotted box in Figure 2, and others have orbits that cross the region of terrestrial planets embryos (which were not included in the simulation) marked by the dashed line (see figure legend for details). Issues regarding the implantation of objects in the inner Solar System are further discussed in Section 5. Here, we are more concerned with the capture of planetesimals within the circum-Jovian disk.

A matter of critical importance is the relative number of objects captured by Jupiter with respect to that of objects implanted in the Main Belt. Currently, the mass of the asteroid belt is estimated to be ∼5×10 -4 M ⊕ (Krasinsky et al. 2002) whereas the mass of the Galilean system is approximately ∼6×10 -2 M ⊕ . Although it is expected that the asteroid belt has been depleted in mass throughout its history (Morbidelli et al. 2015), a scenario where more mass is implanted in the asteroid belt than in the CPD would be hardly reconcilable with the two orders of magnitude more massive Galilean system observed today. Moreover, it is very likely that the accretion of the Jovian moons was far from being perfectly efficient, implying that more than the current mass of the Galilean system should have been embedded within the CPD.

The results of the simulations with different growth timescales are summarized in Table 1. The CPD capture and Main Belt implantation efficiencies are expressed as a percentage of the total number of objects initially located at the outer edge of Jupiter's gap. In all the cases investigated, we find that approximately one order of magnitude more objects end up captured within the CPD rather than being implanted in the Main Belt. We also note that some planetesimals directly collide with Jupiter in our simulations and would be subsequently ablated in its envelope, in proportions similar to that of the captured objects. The higher capture efficiency was obtained for Saturn growing on a 5×10 5 years timescale. In this case, considering that a mass equivalent to that of the Galilean system (∼6×10 -2 M ⊕ ) was captured by Jupiter implies an initial mass of planetesimals of ∼0.41 M ⊕ in the reservoir and ∼5.3×10 -3 M ⊕ of material implanted in the main asteroid belt. Considering the efficiencies obtained from different growth timescales yield very similar results with an initial reservoir mass varying from ∼0.41 to 0.69 M ⊕ and a mass implanted in the asteroid belt varying from ∼5.3×10 -3 to ∼9.2×10 -3 M ⊕ . These values are crude order-of-magnitude estimates as the mass captured within the CPD should be higher than that of the Galilean satellites, unless the accretion was perfectly efficient. The mass implanted in the asteroid belt nevertheless compares well with that estimated in the Grand Tack scenario of Walsh et al. (2011). These authors find a final asteroid belt containing ∼4×10 -3 M ⊕ of planetesimals originating from beyond Jupiter's orbit.

Case 2: Migration of Saturn Toward Jupiter

Another plausible scenario is that Saturn formed further from Jupiter and migrated inward rapidly (before possibly opening its own gap), thereby catching up with Jupiter until the giants were caught in a mean motion resonance (MMR). Contrary to Case 1, this scenario does not constrain a precise location for the formation of Saturn. The formation of Saturn in the more distant regions of the disk could be the mere result of the initial distribution of material in the disk and the stochastic nature of accretion (e.g., Levison et al. 2015) or it could be the result of self-organization in the disk when Hall effect is considered. The self-organization results in zonal flows, which naturally Figure 1. Fargo simulation of a Jupiter-mass planet in a viscous disk with a constant aspect ratio of 0.05 (i.e., the scale height of the disk normalized by the orbital distance). The turbulent viscosity was accounted for following the prescription of Shakura & Sunyaev (1973) with α=2×10 -3 . The radius is expressed in terms of the giant planet's semimajor axis and the gas density is in arbitrary units. This gas distribution is obtained after 300 orbits of the planet.

creates axisymmetric dust traps at different radial distances whose number and locations depends on the magnetic flux and intensity of the Hall effect (Béthune et al. 2016).

To investigate such a scenario, we conducted simulations where Saturn started at 12 au and then migrated on different timescales toward Jupiter. We considered a fully formed Saturn to highlight the effect of the migration timescale on the final distribution of planetesimals. We mimicked the migration of Saturn by applying a fictitious force acting on a timescale τ mig , which yields the following acceleration term (e.g., Cresswell & Nelson 2008):

a v . 2 mig mig t = - ( )
For the sake of simplicity, we turned off the force when Saturn is caught in the 2:1 MMR with Jupiter to avoid unphysical crossing of the resonance. Whether Jupiter and Saturn end up in their mutual 2:1 or 3:2 MMR is nevertheless not critical for the delivery of planetesimals, as shown below. Also, given the many uncertainties in the formation history of the giant planets and considering our very simplified model, we do not aim here at exploring the full range of possible parameters.

Figure 3 shows snapshots of the evolution of the system with Saturn migrating on a timescale τ mig =10 5 years. The sweeping of the reservoir of planetesimals by the 2:1 and 3:2 MMRs with Saturn excites the planetesimals' orbits and allows their delivery to the Jovian CPD and the inner Solar System. The vast majority of planetesimals have been redistributed after the passage of the 3:2 MMR with Saturn across the reservoir.

The percentage of objects captured within the CPD and implanted in the main asteroid belt at the end of the simulations for different migration timescales of Saturn are summarized in Table 2. The capture efficiencies differ from case to case due to the fact that the excitation of the eccentricity of the planetesimals in MMR with Saturn depends on the velocity of the giant planet. In the case where Saturn migrates on a 5×10 5 years timescale, the planetesimals are efficiently captured in the 2:1 MMR and reach very high eccentricities.

In the other cases, the planetesimals are only excited by the 2:1 MMR, they are not captured, and reach lower eccentricities. Therefore, more objects with lower eccentricities remain when the 3:2 MMR with Saturn sweeps the reservoir and this yields slightly higher capture efficiencies. Nevertheless, the differences are not dramatic. The percentage of captured objects varies from ∼14.4% in the most favorable case down to ∼9% for the slow migration case, assessing the robustness of the mechanism against the range of plausible migration rates of Saturn. The implantation of objects in the Main Belt is also comparable for each investigated migration rate with efficiencies that are more than one order of magnitude lower than the CPD capture efficiencies. Similarly to the Case 1 scenario, we find that a number of objects equivalent to that of the captured planetesimals directly collide with Jupiter.

We find that a migration rate τ mig =10 5 years yields the highest capture efficiency within the circum-Jovian disk with ∼14.4% of planetesimals from the reservoir captured. Considering the captured objects represent the mass of the Galilean system (∼6×10 -2 M ⊕ ), the initial reservoir should have had a mass of ∼0.42M ⊕ and the mass implanted in the asteroid belt would be ∼1.7×10 -3 M ⊕ . With the different efficiencies derived, we find that the intial mass of the reservoir would vary from ∼0.42 to 0.67M ⊕ and the mass implanted in the asteroid belt from ∼1.7×10 -3 to 3.3×10 -3 M ⊕ . These results are very similar to those obtained in the Case 1 scenario with the notable difference that the implantation of objects in the asteroid belt is less efficient.

Evolution of Captured Planetesimals

We now investigate the evolution of the planetesimals captured in orbits around Jupiter. For all cases considered, the planetesimals captured within the CPD have initially very eccentric and inclined orbits at large distances from Jupiter. Slightly less than one-half of the objects captured are actually found in retrograde orbits. Figure 4 shows that the distributions of orbital parameters of the objects at the time of their capture are quite similar in the most favorable scenarios of cases 1 and 2. Similar trends were obtained by Suetsugu & Ohtsuki (2017) although they considered that planetesimals initially populate the close vicinity of Jupiter (i.e., the region inside of Jupiter's gap in our configuration) and no other massive object but Jupiter perturbed their orbits. It should be noted that the distribution of objects in Figure 4 is not representative of the system at a particular time because the planetesimals were not all captured concurrently. The delivery of planetesimals actually spans ∼10 4 -10 5 years depending on the adopted parameters (see Figure 5).

To illustrate the subsequent evolution of the captured planetesimals, we conducted simulations centered on Jupiter as the only massive object and integrated the orbits of the planetesimals within the CPD for the most favorable scenario of Case 1. The simulation started at the time of capture of the first planetesimal and objects were subsequently added at their corresponding capture time as the simulation evolves. We also assumed a slightly sub-Keplerian velocity of the gas around Jupiter (v orb =(1-η) v kep , where η is a measure of the pressure support of the disk and we used η=0.005, typical for Keplerian disks, Johansen et al. 2014) to account for the potential loss of objects through inward drift due to gas drag. Figure 6 shows the distribution of the planetesimals as a function of their distance from Jupiter at different epochs of the CPD's evolution. Objects that are captured on initially retrograde orbits are rapidly lost to Jupiter due to gas drag. On the other hand, the planetesimals initially captured on prograde orbits with large eccentricities and inclinations rapidly circularize and pile up in the inner part of the CPD (c.f., the histogram drawing the distribution of captured objects after 5 kyr of evolution). The hatched region of Figure 6 illustrates the current extension of the Galilean system with the inner and outer radial boundaries being the position of Io and Callisto, respectively. Interestingly, the region where planetesimals pile up matches well that where the Galilean satellites orbit.

After having rapidly reached a maximum at ∼5 kyr, the number of objects in the CPD slowly decreases as the planetesimals drift inward due to gas drag faster than the replenishment due to the capture of new objects. The decay is nevertheless slow compared to the orbital period of the objects, which is ∼2days at Io's orbit and ∼17days at Callisto's orbit. 
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In the latter expression, ρ s is the mass density of the satellite, R sat its radius, Σ s is the surface density of solids within the CPD and F g =1+(v esc /v rel ) 2 is the gravitational focusing factor with v rel the relative velocity between satellitesimals and v esc their mutual escape velocity. Therefore, the collisional growth of the objects should have been efficient provided that the surface density of solids was at least of the order of 1 g cm -2 , which is a rather low value appropriate for starveddisk formation models.

Discussion

Implantation of Planetesimals in the Asteroid Belt

In Section 3, we have shown that, for both the formation of Saturn at the outer edge of Jupiter's gap and at further distances, planetesimals from the reservoir are redistributed across the inner Solar System. Recently Raymond & Izidoro (2017) proposed that the redistribution of planetesimals by the gas giants is a natural outcome of their formation, providing an explanation for the delivery of water to the terrestrial planets and the presence of primitive C-type asteroids in the outer asteroid belt. The authors demonstrated that some planetesimals were always scattered inward of Jupiter's orbit regardless of the precise growth timescale or migration rates of Jupiter and Saturn in their simulations. However, the planetesimals were initially spread between 2 and 20 au in their simulations, which is quite different from the distribution we consider in this work. Our results therefore support the findings of Raymond & Izidoro (2017), showing them to be robust against more specific initial conditions and accounting for the fact that objects might be captured by Jupiter instead of being scattered inward of its orbit.

Figure 7 represents the trajectories of planetesimals in the semimajor axis-eccentricity plane in the 1.2-4.0 au region, along with important MMRs with Jupiter and the different regions of the main asteroid belt (inner, middle, and outer belt). Our simulations show that planetesimals are not preferentially implanted in the outer region of the Main Belt, where the majority of C-type asteroids are found today. This result should nevertheless be considered with caution for several reasons. First, planetary embryos were not included in our simulations. The planetesimals ending up in the inner parts of the asteroid belt have trajectories that cross the embryos' region, marked by the dashed line in Figure 7. The final distribution of objects in the inner belt might be inaccurate due to the fact that the influence of embryos was not accounted for in this work. Second, the C-type spectral group embraces a great diversity of objects with potentially very different origins or formation times (e.g., Vernazza et al. 2017). If the diversity among C-type asteroids indeed traces different origins, it is likely that the different populations were not implanted at the same time or that some C-type asteroids have formed in situ so that not all of the objects from this group were actually implanted in the belt. Finally, we have not implemented the decay of the gas density due to the viscous evolution of the PPD and/or the photoevaporation of the disk. As the density decays, the damping due to gas drag is less efficient and planetesimals can reach more distant regions in the inner solar system (Raymond & Izidoro 2017). As we used a constant surface density, the planetesimals were implanted quite homogeneously from 1.5 to 3.5 au in our simulations.

Instead of reasoning in terms of spectral types, Kruijer et al. (2017) proposed that the observed dichotomy in the isotopic ratios of carbonaceous and non-carbonaceous meteorites is due to the separation of the formation regions of the parent bodies of these meteorites by Jupiter's core. This way, the two reservoirs of objects could not mix and their isotopic differences were preserved. The authors were able to put new constraints on the formation timescales of the carbonaceous chondrites that would have formed beyond Jupiter's orbit. They showed that the formation of the parent bodies of the carbonaceous meteorites started ∼1 My after the condensation of the CAIs (Carbon and Aluminium rich Inclusions) and ended ∼4 My after CAIs, implying that the reservoir of carbonaceous material has been separated from that of noncarbonaceous material for ∼3 My. These constraints can be matched in the framework of our scenario, suggesting that the formation of the parent bodies of carbonaceous chondrites was triggered by the end of the accretion of solid material onto Jupiter's core. From this moment, solids (in the form of pebbles) accumulated at the pressure perturbation induced by the forming planet and eventually collapsed into larger objects. Their injection in the inner solar system was then triggered by either the formation of Saturn's core or its migration in the vicinity of Jupiter. This would naturally account for the delay between the formation of the carbonaceous meteorites parent bodies and their mixing with the non-carbonaceous meteorites parent bodies, which formed and remained inside of Jupiter's orbit and were not included in our simulations.

Accretion of the Galilean Satellites

In Section 6, we have shown that the planetesimals rapidly pile up in the region where the Galilean satellites are found today. This could provide suitable conditions for the rapid formation of satellite seeds in this region. The satellites would then fully accrete on longer timescales (∼10 5 years, Figure 5), limited by the capture of new objects by Jupiter and the slow orbital decay of the planetesimals that have been circularized on wider orbits. Such a scenario would be consistent with a partially differentiated Callisto (Barr & Canup 2008).

In a previous study, Ronnet et al. (2017) have shown that the compositional gradient among the Galilean satellites could be accounted for if they accreted from pebbles with sizes in the range of 1-10 2 cm. This scenario, however, implies that the pebbles do not disintegrate as their water ice starts to sublimate when crossing the snowline and the migration of Europa was tied to the evolution of the snowline. In the present study, we used objects with a radius of 100 km as typical planetesimals, a choice motivated by the existence of such large primitive objects in the asteroid belt, pointing toward the existence of a planetesimal reservoir outside of Jupiter's orbit. At first sight, this seems contradictory with the pebble accretion scenario proposed by Ronnet et al. (2017). However the planetesimals captured within the CPD being initially on very excited, both prograde and retrogade orbits, violent impacts could have led to an intense grinding of the planetesimals. It is therefore plausible that a non-negligible amount of material was found in objects with a size in the meter range and below and were subsequently efficiently accreted by the larger objects that did not suffer disruptive collisions. This would also be favorable to the formation of an only partially differentiated Callisto as noted by several authors (e.g., Lunine & Stevenson 1982;Barr & Canup 2008). It should be also noted that, considering the dynamical state of the reservoir, disruptive collisions within the reservoir might have provided an important source of dust grains. Shibaike et al. (2017) pointed out in their study the difficulty in growing large objects from dust grains within CPDs, hinting toward the existence of already large objects that would act as the seeds of the protosatellites. The Galilean satellites might well have grown through a combination of planetesimal and pebble accretion.

Effect of the Surface Density of the CPD

Our nominal set of simulations was performed using a CPD with a surface density that is approximately one order of magnitude higher than that of the gas-starved disk proposed by Canup & Ward (2002, 2006), with a peak surface density at ∼10 4 g cm -2 . Such surface densities are still lower than that adopted in the minimum mass model (surface density peak at ∼10 6 g cm -2 , Mosqueira & Estrada 2003a, 2003b). The disk profile we used is likely representative of the stage when Jupiter is still feeding from the surrounding nebula (e.g., Fujii et al. 2017). However, as the PPD's density is supposedly decaying and Jupiter's gap deepening over time, the surface density of the CPD would also decay, leading to a less efficient capture of planetesimals through gas drag. Therefore, the capture efficiencies may be lower than those obtained here.

To investigate whether our results are realistic, we ran the Case 1 and Case 2 scenarios with the optimal parameters, namely τ growth =5×10 5 years for Case 1 and τ mig = 10 5 years for Case 2, with a CPD profile identical to that of Sasaki et al. (2010) (cf. Appendix B). These authors investigated the growth of the Galilean satellites with a semianalytical model in the context of a slightly modified starveddisk scenario. In both simulations, the CPD capture efficiencies dropped to ∼8%. Such efficiencies are still in the range of values obtained by varying Saturn's growth or migration timescale.

In Section 4, we showed that planetesimals are delivered over an ∼10 5 years timescale. The capture of large planetesimals would therefore remain efficient if the CPD's surface density does not decay significantly during this timescale (i.e., Jupiter is still accreting gas from the PPD and/or the viscous evolution of the CPD is slow). A more subtle effect that has been ignored in the present study is that planetesimals with different sizes would have different capture efficiencies due to a more or less efficient gas drag braking within the circum-Jovian disk. The evolution of the CPD's surface density would likely result in an evolution of the size distribution of captured objects, which could affect the subsequent growth of the satellites. More detailed studies, including plausible planetesimals size distributions at the outer edge of Jupiter's gap and evolution of the circum-Jovian disk, are needed to determine more realistic conditions of accretion of the Galilean satellites.

Influence of Saturn's Growth Track

Although we varied Saturn's growth timescale by an order of magnitude when investigating the dynamical evolution of planetesimals in Section 3.1, the use of Equation (1) always implies that the mass doubling timescale of the planet is shorter in the early phases of its growth. As demonstrated by Shiraishi & Ida (2008), a growing planet generally experiences more close encounters with nearby planetesimals if its mass doubling timescale is shorter because the expansion of its Hill sphere is then fast compared to the gap opening timescale in the planetesimals' disk. If the growth of Saturn was initially slow enough, the protoplanet might have carved a gap in the planetesimal's distribution, which would have prevented an efficient scattering and delivery of the planetesimals toward Jupiter. Hence, the use of Equation (1) might overestimate the ability of Saturn's core to scatter nearby planetesimals in the early phases of its growth. We note, however, that if Saturn's core had grown through pebble accretion, its mass doubling timescale would have indeed been shorter in the early phases of its growth (due to the sublinear dependance of the pebbles' accretion rate on the mass of the core, Lambrechts & Johansen 2012) and certainly shorter than the gap opening timescale in the planetesimals' disk.

To assess the robustness of the redistribution of planetesimals against Saturn's growth track, we ran an additional simulation with a qualitatively different growth rate for Saturn. In this simulation, we let Saturn grow according to M M 10 sat sat 6 = ˙years, which yields a very slow initial growth (the mass of the protoplanet is ∼2 M ⊕ after ∼5×10 5 years) and a rapid final assemblage of the planet. The capture efficiency within the CPD obtained was ∼11%, which compares well with the results obtained using Equation (1). This is due to the fact that the opening of a gap within the planetesimals' disk by the growing core is prevented by nearby Jupiter, which stirs the orbits of the objects in the reservoir, maintaining high eccentricities. It is therefore the combined influence of Jupiter and growing Saturn, and not uniquely Saturn's growth, that allows for an efficient redistribution of the planetesimals. The precise growth of Saturn hence has little effect on its ability to scatter nearby planetesimals. We note that an effect that might damp the eccentricities of the planetesimals and was not included in our simulations is collisions among the objects. Taking collisions into account would, however, require the assumption of an initial mass of the reservoir, considered as unknown in the present study. We leave such a different approach to the problem, and the investigation of the effects of collisions, to future work.

Formation of Saturn's Satellite System

Saturn possesses a unique assemblage of regular satellites with a possible dual origin. The small satellites orbiting close to Saturn are thought to have formed from the spreading of ring material across the Roche radius while Titan and Iapetus could have formed via a mechanism similar to those invoked for the formation of the Galilean satellites (Charnoz et al. 2010;Crida & Charnoz 2012;Salmon & Canup 2017). When the two gas giants were close together within the PPD (in their mutual 2:1 or 3:2 MMR), they would have opened a unique and large gap in the disk (Morbidelli & Crida 2007;Pierens et al. 2014). The solids would then be trapped outside of Saturn's orbit, at the outer edge of the common gap opened by Jupiter and Saturn. If enough material remained in the form of pebbles at this time in the PPD, a new reservoir of planetesimals could have built up there. Either the formation of the cores of Uranus and Neptune at the gap or their migration toward Saturn could have allowed the delivery of planetesimals from this new reservoir to Saturn's CPD to build Titan and Iapetus.

Implications for the Formation of Extrasolar Moons

In this study, we have pointed out that the gap opened by a giant planet in a PPD efficiently isolates it from the main sources of solid material. In our proposed scenario, the delivery of solids to the giant planet's CPD results from the interaction of a massive object with a reservoir of planetesimals. From this perspective, it is to be expected that the formation of massive moons is not ubiquitous, especially in systems with single or isolated giant planets. Moreover, if a giant planet is orbiting close to its host star, its Hill sphere is reduced and the capture rate of planetesimals could be lowered due to larger orbital velocities, therefore acting against the formation of a massive satellite system.

Summary

An important step in understanding the formation of the giant planet's satellite systems is to elucidate the origin and delivery mechanism of the solid material needed to build the moons. Here we attempted to revisit the origin and delivery of the building blocks of the Galilean satellites, based on our current understanding of giant planet formation. Our findings can be summarized as follows:

1. Based on studies by Suetsugu & Ohtsuki (2017), Paardekooper (2007), and Zhu et al. (2012), we concluded that the gap opened by Jupiter efficiently isolated the giant planet and its CPD from sources of solid material such as pebbles or planetesimals. However, the accumulation of solids at the outer edge of the gap likely translated into a planetesimal reservoir there.

2. The planetesimals' orbits were then excited by the formation of Saturn at Jupiter's gap or during its migration toward Jupiter. 3. This triggered the redistribution of planetesimals from the reservoir to the circum-Jovian disk and the inner Solar System, with a moderate dependency on the input parameters of our model such as the growth timescale of Saturn or its migration rate. Therefore, we find there exists a link between primitive asteroids of the Main Belt and the Galilean satellites, as they shared a common reservoir. This link could be a testable constraint of our scenario by future missions to the Jovian system, such as the ESA Juice mission, as some isotopic correspondences (e.g., the D/H ratio in water) should exist between the satellites and the asteroids. 4. We find that the planetesimals are initially captured on very eccentric, both prograde and retrograde, orbits within the circum-Jovian disk. The subsequent gas drag damping of the orbits results in an accumulation of objects in the region where the Galilean satellites are found today. 5. The decisive role of Saturn in the delivery of material to the Jovian disk has severe implications for the occurence of massive moons around extrasolar giant planets. If our proposed scenario is correct, massive satellites would preferentially form around giant planets in multiple planet systems.

Finally, it appears difficult to disentangle the formation of Saturn at the outer edge of the gap opened by Jupiter from its formation further from Jupiter and subsequent migration considering only the implications for the formation of the Galilean moons. Both scenarios provide quite similar results, although we believe that our so-called Case 1 scenario provides a more consistent model for Saturn's formation. Additional constraints should come from more detailed studies of Saturn's growth and the implications of the different formation scenarios on its final composition. In the present study, we left aside some important issues such as the size distribution of planetesimals, the evolution of the circum-Jovian disk, or the accretion of the satellites. More detailed simulations are needed to assess realistic conditions for the accretion of Jupiter's massive moons. Canup & Ward (2002). The surface density of the disk is found by considering an equilibrium between the mass accreted from the PPD to the CPD and the mass accretion rate onto Jupiter M p ˙. The gas accreted from the PPD is considered to fall uniformly from the inner edge of the disk out to the centrifugal radius R c , which is set at 26 R Jup . This gives the following expression for the surface density of the CPD (e.g., Canup & Ward 2002): , where H g =c s /Ω K is the disk scale height, c s = R T g d m is the gas isothermal sound speed with R g the ideal gas constant, μ=2.4gmol -1 the molecular weight of the gas, T d the temperature of the disk, and Ω K the Keplerian frequency. The temperature profile of the disk is given by a balance between viscous dissipation and energy radiated away. resulting in a denser and hotter disk. We used this parameter because a denser disk allows a higher capture rate and this is also in line with the results of 3D hydrodynamic simulations where denser disks are found (see, e.g., Tanigawa et al. 2012).
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The results of hydrodynamic simulations should be considered with caution and could be more representative of the very early phase of the CPD. Nevertheless, Fujii et al. (2017) show that the turbulence of the disk should be weak due to an inefficient ionization of the gas. A lower turbulence results in a denser CPD for a given accretion rate. Therefore, it seems likely that the disk had a surface density slightly higher than that advocated in the starved model of Canup & Ward (2002).

Figure 8 shows a comparison between the surface density and temperature profiles we used and those of the study by Sasaki et al. (2010).

Appendix C Capture of Planetesimals

We present here further details about the capture of planetesimals within the circum-Jovian disk. More detailed investigations on the capture process can be found in the studies by Fujita et al. (2013), Suetsugu et al. (2016), and Suetsugu & Ohtsuki (2017). Gas drag is not efficient enough to allow for the direct capture within the circum-Jovian disk of large planetesimals, such as those investigated in the present study, over a single passage through the CPD. Therefore, planetesimals experience a phase where they are captured on large orbits with respect to the extension of the CPD. During this phase, they cross the circum-Jovian disk multiple times and their orbit gradually shrinks. Because the drag experienced by a planetesimal having a retrograde orbit with respect to Jupiter is much more efficient than that experienced in the case of prograde orbits (due to the lower relative velocity between the gas and the planetesimal in the latter case), planetesimals on retrograde orbits are more rapidly captured inside the CPD. They are however subsequently rapidly lost to Jupiter due to their fast orbital decay (see Section 4). This is illustrated in Figure 9 where the orbits of planetesimals captured in the prograde (left panel) and retrograde (right panel) directions are showed. The orbits of these objects were integrated until they were found on bound orbits with a semimajor axis with respect to Jupiter that is smaller than 0.1 R Hill . The orbits were taken from a Case 1 simulation with Saturn growing on a 5.5× 10 5 year timescale. The planetesimal captured in the prograde direction clearly experienced many more CPD-crossing orbits before reaching our capture threshold than its sibling captured on a retrograde orbit. We note that the capture of large planetesimals, although dependent on their initial energy, generally requires that the object approach Jupiter at a distance 10 -2 R Hill for the CPD's parameters adopted here. To test the sensitivity of the capture efficiencies presented in the main text on the capture threshold imposed, we ran a full Case 1 simulation with a 0.1 R Hill capture threshold. We obtained a capture efficiency of 14.6%, in very good agreement with the results obtained using the less restrictive threshold presented in Section 3.1.

Figure 10 shows an exemple of the heliocentric orbital evolution of a planetesimal before it is captured within the Jovian CPD. The top panel shows the evolution of the semimajor axis (solid lines), perihelion, and aphelion distances (dotted lines) of Jupiter (red), Saturn's core (black), and the planetesimal (blue). The bottom panel shows the corresponding evolution of the radial distance of the planetesimal relative to Jupiter (gray line) and Saturn's core (black line). Initially, the semimajor axis and the eccentricity of both Saturn's core and the planetesimal oscillate due to their proximity with the outer 3:2 MMR with Jupiter located at ∼7.2 au. The planetesimal experiences a close encounter with Saturn's core after ∼3.05 kyr, which can be identified in the bottom panel of Figure 10. This interaction yields an abrupt change of the semimajor axis of the planetesimal, from ∼7.5 to ∼6.9 au, and an increase of the eccentricity, originally varying around a value of ∼0.03, up to a value of ∼0.13. This event triggers a more chaotic evolution of the planetesimal, which interacts with Jupiter several times, further increasing its eccentricity to values close to 0.4 after it is scattered inward of Jupiter's orbit Figure 10. Top: Evolution of the semimajor axis (a), perihelion distance (q), and aphelion distance (Q) of Jupiter (red), Saturn's core (black), and a planetesimal (blue) finally captured by Jupiter. Bottom: Evolution of the radial distance of the planetesimal relative to Jupiter (gray) and Saturn (black). at 3.24 kyr. Interestingly, the planetesimal experiences two encounters with Jupiter soon before it is captured, at 3.76 and 3.81 kyr, both bringing its semimajor axis closer to that of Jupiter and reducing its eccentricity down to a value of ∼0.04. Due to the chaotic evolution of the planetesimals before their capture, a typical evolution is not easy to define but we find that captured planetesimals generally experience a close encounter with Saturn's core, triggering a chaotic phase of evolution during which their eccentricity is high and they interact several times with Jupiter. We find that the eccentricity of a planetesimal is often reduced following a close encounter with Jupiter right before the object is captured and is generally 0.2 then.

Introduction

Molecular oxygen (O 2 ) has been detected in the coma of comet 67P/Churyumov-Gerasimenko (67P/C-G) with abundances in the 1%-10% range and a mean value of 3.80± 0.85% by the Rosetta Orbiter Spectrometer for Ion and Neutral Analysis-Double Focusing Mass Spectrometer (ROSINA) instrument on board the Rosetta spacecraft (Bieler et al. 2015). Moreover, the production rate of O 2 has been found to be remarkably correlated with that of H 2 O in 67P/C-G's coma, suggesting that both molecules come from the same icy phase (Bieler et al. 2015). A subsequent reanalysis of the Giotto mass spectrometry data shows that O 2 was also present in the coma of comet 1P/Halley with an abundance of 3.7±1.7% with respect to water at the time of its encounter with the ESA spacecraft, suggesting that this species could be a common parent species in comets (Rubin et al. 2015).

To account for the O 2 abundance and the correlation of its production rate with that of H 2 O in 67P/C-G, it has been shown that the radiolysis of ice grains in low-density environments, such as molecular clouds, is a mechanism capable of producing large amounts of O 2 from solid H 2 O (Mousis et al. 2016). Meanwhile, it was also found that the radiolysis of icy grains in higher density environments, such as the midplane of protoplanetary disks, is not efficient enough to create amounts of O 2 comparable with those observed in 67P/C-G and 1P/Halley in timescales shorter than the lifetime of the protosolar nebula, even in the case of a strong cosmic-ray flux (CRF) engendered by the presence of a nearby supernova (Mousis et al. 2016). It was then concluded that, if O 2 is an irradiation product of ice, this molecule was probably formed in the interstellar medium, prior to the formation of the PSN.

Here, we consider the alternative possibility that the icy grains present in the midplane of the PSN were irradiated during their transport toward its upper layers (see the illustration in Figure 1). This idea has been introduced in [START_REF] Mousis | Stability of Sulphur Dimers (S<SUB>2</SUB>) in Cometary Ices[END_REF] but never investigated to quantitatively estimate the fraction of O 2 produced during the vertical transport of grains. Due to turbulent mixing, the ice grains present in the midplane were lifted toward the upper layers of the disk and dragged down over a large number of cycles (Ciesla & Sandford 2012;[START_REF] Mousis | Stability of Sulphur Dimers (S<SUB>2</SUB>) in Cometary Ices[END_REF]). Consequently, these grains spent a non-negligible fraction of their lifetime in the disk's upper regions, where the irradiation by cosmic rays was strong. This irradiation, integrated over the disk lifetime, might cause some potentially significant production of O 2 , the extent of which is explored in the present work.

Disk Model and Transport Module

To mimic the vertical motion of particles, we used a simple description of the PSN structure (Chiang & Goldreich 1997;Hartmann et al. 1998;Ciesla & Sandford 2012). The gas surface density Σ g , namely the gas column density integrated through the disk plane, and temperature where r is the heliocentric distance. These prescriptions are appropriate for flared disks around young T Tauri stars.

Using the assumption of vertical hydrostatic equilibrium for the gas, the disk's density is expressed as a function of heliocentric distance r and altitude z above the midplane as where H g =c g /Ω K is the gas scale height derived from the isothermal gas sound speed m = c R T g g d g and the keplerian orbital frequency Ω K . R g is the ideal gas constant and μ g is the mean molecular weight of the gas (∼2.4 g mol -1 ).

Below we briefly outline the main aspects of the transport model used in our computations. We refer the reader to the work of Ronnet et al. (2017) for a full description. We consider the diffusion of dust grains onto the background disk gas using a Lagrangian approach where individual grains are tracked. Because our study only addresses the influence of irradiation during the vertical transport of grains, we opted not to follow their radial evolution. Small dust grains are strongly coupled and have a radial velocity similar to that of the background gas (and follow the accretion flow onto the star), whereas larger, partially decoupled grains, rapidly drift inward due to gas drag (e.g., Weidenschilling 1977). Considering the vertical hydrostatic equilibrium of the gas disk, we assume the gas has no net vertical velocity (see Takeuchi & Lin 2002 for a discussion of this assumption).

The vertical motion of the grains is therefore ruled by the turbulent diffusion that lifts them toward the upper layers of the disk and the settling toward the midplane due to gas drag and the gravity of the central star. The latter is given by the equation of motion of the dust grains in the vertical direction, which is solved following the approach developed in Ronnet et al. is the gas thermal velocity, R s is the radius of the solid particle, ρ s is its density, assumed to be 1 g cm -3 regardless of the size, and v rel is the relative velocity between the gas and the dust grain. The dimensionless drag coefficient C D is a function of the Reynolds number Re of the flow around the particle and derives from an empirical law fitted on recent experimental data (Perets & Murray-Clay 2011): where l g is the mean-free path of the gas. The turbulent diffusion of the grains is modeled using a Monte-Carlo scheme where individual particles are given random impulses to mimic the stochastic transport due to turbulent eddies (see, e.g., Ciesla 2010Ciesla , 2011)). Overall, the new position z d of a dust grain after a timestep dt is computed as follows in the vertical direction:
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where R 1 ä[-1; 1] is a random number, σ 2 is the variance of the random number distribution, D p is the diffusivity of the solid particle, and v adv is the term accounting for the nonuniform density of the gas in which the particles diffuse as well as the nonuniform diffusivity of the particles, and the forces experienced by the particle (see Equation ( 11)). The diffusivity of the dust grains D p is related to the gas diffusivity through the Schmidt number Sc as (Youdin & Lithwick 2007):
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where ν=αH 2 g Ω K is the turbulent viscosity of the gas (assumed to be equivalent to the gas diffusivity) expressed through the nondimensional α parameter measuring the level of turbulence within the disk (Shakura & Sunyaev 1973) and St is the Stokes number, corresponding to the stopping time multiplied by the local Keplerian frequency. Larger values of α yield a more efficient redistribution of the dust grains through turbulent diffusion. Finally, the advection term in the transport equation is given by Ciesla (2010Ciesla ( , 2011) ) as
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This set of equations allows us to derive the vertical position z d of individual particles at each timestep and to subsequently estimate the dose of irradiation they received.

Irradiation of Grains

The energy received by water molecules per unit time due to cosmic-ray irradiation W irr (n) as a function of the column density of gas n above the particle is taken from Yeghikyan (2011). These authors computed this term by using the cosmicray intensity I(E) (cm -2 s -1 st -1 MeV -1 ) from Cooper et al. (2003) and considering a planar geometry. This leads to a differential flux spectrum inside the disk F(E) given by p = ---
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W irr (n) is then derived from the molecular cloud material stopping power S(E), i.e., its capability to absorb the cosmicray energy, as estimated from the Stopping and Range of Ions in Matter program (Ziegler et al. 2010). Note that the stopping power mostly depends on the mass density and not on the intrinsic composition or structure of the material. The computation is made for the proton component of the cosmic rays and the contribution of the alpha particles is estimated approximately, while the contribution of heavier cosmic-ray particles is neglected. We consider that the approach of Yeghikyan (2011) provides the best prescription of W irr (n) in the literature because (i) this term weakly depends on the composition, (ii) the planar hypothesis is consistent with the geometry of the disk, and (iii) the CRF derived from Cooper et al. (2003) is the best proxy available for the one received by the PSN. At each timestep, the column density of gas above a given particle p is calculated as (Johnson 1991). The fraction of O 2 produced by the alteration of two water molecules, assuming a full efficiency, is then
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Note that the value of E w =235 eV is a lower limit, and that the "full efficiency" assumption may be too generous. In fact, Teolis et al. (2017) find for highly penetrating radiation (such as cosmic rays penetrating through grains) that average G-values for O 2 have an approximate inverse dependence on particle penetration range (see their Figure 2).

Results

Turbulence plays an important role in the motion of gascoupled small particles. Here, micron-sized grains that initially settled in the midplane are entrained by turbulent eddies and diffuse both radially and vertically with an effective viscosity roughly equal to that of the gas (Ciesla & Sandford 2012). Consequently, solid particles follow a Gaussian distribution in the vertical direction. The scale height of dust (corresponding to the standard deviation of the distribution) is a fraction of the gas scale height, this fraction being larger and possibly equal to the gas scale height H g in the cases of small grains and higher degrees of turbulence.

Figure 2 represents the vertical distribution of 10 -6 , 10 -4 , and 10 -2 m particles computed at a fixed distance of 30 au from the Sun with our disk model with vertical transport, assuming a coefficient of turbulent viscosity α=10 -3 . The vertical transport of 2000 particles is simulated in each case. The figure shows that vertical spreading is more important in the cases of 10 -6 and 10 -4 m particles and can reach up to 2-3 gas scale heights. In contrast, because of their larger size, 10 -2 m particles are much less affected by turbulence and do not spread more than ∼0.1 scale heights above the midplane. Figure 3 displays the vertical evolution of a 10 -6 m particle integrated over 1 Myr at 30 au in the PSN. It also shows that this particle spends a non-negligible amount of time in the regions above the disk midplane, where irradiation is more significant. 10 -4 m particles display similar behaviors to a slightly lower extent while 10 -2 m particles remain mostly close to the disk midplane.

Figure 4 shows the time evolution of the O 2 /H 2 O ratio in 10 -6 , 10 -4 , and 10 -2 grains irradiated along their vertical trajectories and for a turbulent viscosity α equal to 10 -3 and 10 -2 , namely two typical values for the disk's viscosity parameter (Drouart et al. 1999). The resulting O 2 /H 2 O ratio in 10 -6 m particles (the most favorable case) is at best ∼10 -5 , namely three orders of magnitude lower than the one observed in 67P/C-G by the Rosetta spacecraft, after 1 Myr of vertical transport in the PSN, irrespective of the adopted α value. After the same timespan, the O 2 /H 2 O ratio reaches no more than ∼10 -6 in 10 -2 m particles, while the one obtained in 10 -4 m grains is in the ∼2-6×10 -6 range, depending on the chosen value of α. After 10 Myr of vertical transport, the O 2 /H 2 O ratio only increases by one order of magnitude in each considered case, leading to a O 2 /H 2 O ratio of ∼10 -4 in the most favorable situation (10 -6 m particles), which is still two orders of magnitude lower than the value observed in 67P/C-G.

Discussion

Our computations suggest that, even if a significant fraction of the icy particles has followed a back and forth cycle toward the upper layers of the disk over tens of millions of years in a static PSN, the amount of O 2 created via radiolysis is at least ∼two orders of magnitude lower than the Rosetta observations. This timespan exceeds by far the formation timescale of 67P/C-G, which has been estimated to range between 2.2 and 7.7 Myr after the formation of Ca-Al-rich inclusions in the PSN (Mousis et al. 2017a). The O 2 /H 2 O ratios derived from our simulations at 1 Myr can already be considered as optimistic since the particles most likely grew and decoupled from gas after a few dozens of thousands of years of the disk evolution (Weidenschilling & Cuzzi 1993). In this case, once the icy grains have grown up to sizes larger than a few meters in the PSN, the bulk of the ice should remain unaltered by irradiation. Also, an increase of the CRF up to a factor of ∼100 due to a close supernova explosion would not substantially change the O 2 /H 2 O ratio in icy grains because the timespan of such an event (a few kyr) is too short (Mousis et al. 2016).

Several alternative mechanisms have recently been investigated in the literature to account for the O 2 detection in 67P/C-G. Among them, Taquet et al. (2016) have proposed that O 2 could be produced in dark clouds via a combination of gas-phase and solidstate chemical reactions leading to its formation and destruction, in agreement with the ROSINA observations and the conclusions of Mousis et al. (2016). Another mechanism, proposed by Dulieu et al. (2017), consists of the production of O 2 through dismutation of H 2 O 2 during water ice desorption from the nucleus. However, this mechanism requires the incorporation of large amounts of primordial H 2 O 2 into the nucleus and its complete conversion into O 2 to be consistent with the low levels of H 2 O 2 observed in the coma. Another scenario investigated by [START_REF] Yao | [END_REF] is the possible present-day production of O 2 via an Eley-Rideal reaction mechanism in the coma. This reaction between energetic water ions and adsorbed O-atoms, produces highly excited oxywater (H 2 O 2 ), which undergoes delayed fragmentation to form HO 2 as the precursor for O 2 . However, at a close distance to the Sun, the solar wind strengthens and increases the ionization and water ion flux to the surface of the nucleus, and consequently produces more O 2 if the Eley-Rideal reaction mechanism is effective. According to this mechanism, the O 2 /H 2 O ratio should increase at perihelion, a trend that has not been seen by the ROSINA instrument.

Our results thus favor the mechanism of radiolysis of icy grains in low-density environments such as the presolar cloud, shown by Mousis et al. (2016) to be capable of producing the O 2 abundance observed in 67P/C-G. They suggested that O 2 may be trapped in the grains in radiation defects/cavities, and subsequently delivered to the PSN either in the solid or gas phase, depending on the disk's thermodynamic structure. The constant O 2 /H 2 O ratio observed in 67P/C-G requires that both O 2 and H 2 O were released from the same solid phase and supports the hypothesis suggesting that comets formed from water ice coming from ISM without suffering from vaporization when entering the PSN. 7Relaxing this constraint would leave alternative delivery scenarios of O 2 to comets, among which the desorption of this molecule during the amorphous-to-crystalline ice phase transition was encompassed by presolar grains that entered into the disk. The O 2 released via this manner could have been subsequently trapped in clathrates during the cooling of the PSN before being incorporated in the building blocks of comets. Finally, we note that, in addition to O 2 formation in low-density environments at epochs prior to the genesis of the protosolar nebula, an endogenic radiolytic source due to radionuclides present in the dusty component of the comet nucleus may have contributed at the percent level to the total O 2 budget in comets (Bouquet et al. 2017).
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Chapter 1 Figure 1

 11 Figure 1.1: The Orion nebula, one of the most famous star forming regions in the vicinity of the Sun, as imaged by the Hubble Space Telescope.
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 11 Figure 1.2: Image of the disk around the young star HL Tauri from the ground based Atacama Large Millimeter/submillimeter Array (ALMA) telescope. This image released on November 2014 revealed for the first time small scale ringed structures of a protoplanetary disk.
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 11 Figure 1.4: Surface density (left) and temperature (right) evolution of a viscous disk (extracted from Baillié and Charnoz (2014)).
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 16 Figure 1.6: Evolution of the dust-to-gas mass ratio d (left) and grain representative size (right) as a function of radius at different epochs.

Figure 1

 1 Figure 1.7: Evolution of the flux of dust grains through the disk, Ṁpeb , at epochs corresponding to that shown on Figure 1.6.
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 11 Figure 1.8: Evolution of the surface density of solids in 3D simulations for particles with Stokes number St = 0.25, 0.50, 0.75, 1.00 and three different initial dust-to-gas mass ratio ε = 0.01, 0.02, 0.03 (from left to right). Bottom panels show corresponding maximum particle densities attained in the simulations as a function of time and dust scale height.For an initial metallicity ε = 0.01 the drag exerted by the dust particles is too weak to allow for an efficient clumping. For the other cases, self-gravity of the dust would yield to the collapse of gravitationally bound clumps. Simulations were performed by[START_REF] Johansen | Planetesimal Formation Through Streaming and Gravitational Instabilities[END_REF].
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 21 Figure 2.1: Figure extracted from Mosqueira and Estrada (2003a) showing the surface
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 22 Figure 2.2: Figure extracted from[START_REF] Miguel | [END_REF] showing the results of their population synthesis model using an MMSN disk with a heavy element composition that is enhanced by a factor of 10 over solar and a type II migration rate that is reduced by a factor of 10 (a) and 100 (b). Red squares indicate the position and mass of the current Galilean satellites. Black dots show the surviving satellites resulting from 100 simulations whereas gray dots are satellites that migrated to the inner boundary of the disk and are lost to Jupiter. A reduction of the migration rate allows for the survival of larger satellites in the region of the Galilean satellites but their architecture is not well reproduced. No satellites as massive as Ganymede or Callisto are formed while satellites with a mass comparable to Io's hardly survive in the inner disk.
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 22 Figure 2.3: Sketch of the CPD model considered inCanup and Ward (2002). A mixture
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 22 Figure 2.4: Figure extracted from Canup and Ward (2002) showing (a) the surface density,
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 31 Figure 3.1: Radial velocity profiles of the gas as a function of the height above the midplane at different distances from Jupiter. Solid and dashed lines correspond to profiles calculated with α = 1 × 10 -4 and 5 × 10 -4 , respectively.
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 332 Figure 3.2: Left: particles radial velocity as a function of their Stokes number (black dots) at 15 R Jup from a Jupiter mass planet in the midplane of a CPD with Ṁp = 10 -7 M -1Jup yr and α = 10 -3 . The solid line shows the solution of the analytical formula given by Equation3.14 which fits well the results of our integration. Small dust grains with sizes smaller than ∼ 10 -3 m have a slightly positive velocity which is that of the gas at the midplane (v r,g 0.15 m s -1 ). Overall, there is more than one order of magnitude difference between the velocity of pebbles (solids with St ∼ 1) and those of the larger (St 1) and smaller (St 1) particles. Right: correspondence between the Stokes number and the size of the particles.

  Figure3.3 presents the results of simulations with initial sizes of 10 -6 , 10 -1 , 1, 10 3 and 10 4 m, to illustrate their very different behavior in terms of dynamics and thermodynamics. We applied our model to particles of different initial sizes (10 -6 , 10 -1 , 1, 10 3 and 10 4 m) and tracked the dynamical and compositional evolution over a short timespan (although the simulations actually span ∼ 4×10 5 Ω -1 K,25R Jup , which is orders of magnitude larger than the expected collisional timescale within the CPD). Specifically, one thousand particles per size bin were initially released in the midplane of the CPD at distances ranging between 20 and 35 R Jup . At the beginning of the simulation, all particles have an ice mass fraction f ice = m ice /m tot = 0.5. The CPD is assumed to be in steady-state with Ṁp = 10 -7 M -1Jup yr and α = 10 -3 which gives the surface density and temperature profiles drawn on Figure3.4, allowing to focus the results on solids' evolution. The inner edge of the disk is set equal to 3.5 R Jup . Solids crossing this distance are considered lost to the planet, implying that their motion is no longer integrated. In Figure3.3, we display the rock mass fraction (f rock = 1 -f ice ), height and distance to Jupiter of the solids as a function of time.The different dynamical behavior as a function of particle size is well illustrated in Figure3.3. A common feature for all particle sizes is the much faster vertical than radial diffusion timescale. The first column of the figure, showing the radial and vertical position of the solids after ∼2.7 years of evolution, illustrates the fact that

Figure 3

 3 Figure3.5: Surface temperature of 10 km (blue dots) and 10 cm (yellow dots) bodies as a function of the distance from Jupiter within a CPD with Ṁp = 10 -7 M jup yr -1 and α = 10 -3 . The black dashed line represents the temperature profile of the CPD while the red dashed line is the solution of Equation3.23. The high water ice ablation rates suffered by these bodies efficiently cools down their surface temperatures in the inner part of the disk, making them substantially depart from the ambient gas temperature. However, 10 cm bodies cannot retain water ice below ∼10 R Jup so that their surface temperature is that of the ambient gas interior to this distance.
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 3 Figure 3.6: Average water ice mass fraction of solids as a function of radial distance from Jupiter. 10 4 particles of each size have been released in the 25-35 R Jup region. The horizontal dashed line corresponds to Europa's estimated water mass fraction.

Figure 3

 3 Figure 3.7: Steady-state values of the dust-to-gas mass ratio d (solid line) and Stokes number of the dust grains (dashed line) within a CPD with parameters similar to that shown on Figure 3.4. The vertical red dotted line marks the position of the centrifugal radius inside of which dust is replenished by the inflow of material.
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 4 Figure 4.1: Sketch of the late stage accretion of Jupiter and gas flow around the planet and its CPD (from Tanigawa et al. 2012).
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 44 Figure 4.3: Left. Comparison between the surface density profile used by Sasaki et al.(2010) (solid line), obtained with Ṁp = 2 × 10 -7 M Jup yr -1 , and the profile used in this study (dashed line) obtained with Ṁp = 1 × 10 -6 M Jup yr -1 . Right. Comparison between the temperature profile assumed in this study (dashed line) and that assumed bySasaki et al. (2010).
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 4 Figure 4.4: Orbital evolution of the planetesimals with Saturn growing at the outer edge ofthe gap over a timescale τ growth = 5×10 5 yr. The orbits of the planetesimals, initially nearly circular, are excited by the growing planet and scattered both inwards and outwards. The excitation of the eccentricity of the planetesimals allows their capture within the circumjovian disk and injection in the inner Solar System. The dotted box roughly represents the extension of the asteroid belt while the dashed line marks the orbits with q = 1.5 au. Planetesimals with a perihelion q 1.5 au would interact with the embryos of the terrestrial planets, and potentially deliver water to them.

Figure 4

 4 Figure 4.5: Orbits of captured planetesimals in a cartesian plane centered on Jupiter. The dashed red circle is Jupiter's Hill sphere whereas the dotted black circle shows the extension of the CPD. Left : Orbit of a planetesimal captured in the prograde direction with respect to Jupiter. Right : Orbit of a planetesimal captured in the retrograde direction.
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 46 Figure 4.6: Top : Evolution of the semimajor axis (a), perihelion distance (q) and aphelion distance (Q) of Jupiter (red), Saturn's core (black) and a planetesimal (blue) finally captured by Jupiter. Bottom : Evolution of the radial distance of the planetesimal relative to Jupiter (gray) and Saturn (black).
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 44 Figure 4.7: Orbital evolution of planetesimals with Saturn migrating towards Jupiter over a timescale τ mig = 10 5 years. The small vertical lines, labelled 2:1 and 3:2, show the positions of the corresponding MMRs with Saturn. The dashed line and the dotted box are equivalent to those of Figure 4.4. The planetesimals are excited when the reservoir is swept out by the 2:1 and 3:2 MMRs with Saturn after 15 and 30 kyr, respectively.
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 48 Figure 4.8: Comparison of the orbital parameters of the captured objects in case 1 with τ growth = 5 × 10 5 years (left) and in case 2 with τ mig = 10 5 years (right). The histograms are normalized according to the total number of captured objects. Both cases exhibit very similar trends with planetesimals initially captured on large, very eccentric and inclined orbits.
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 49 Figure4.9: Time evolution of the cumulative number of objects captured within Jupiter's CPD in case 1 (formation of Saturn at the gap) and in case 2 (migration of Saturn towards Jupiter), for different parameters investigated. In each scenario, the delivery of planetesimals to the circum-jovian disk spans a few 10 5 years.

  Figure 4.10: Distribution of planetesimals at different epochs in case 1 with τ growth = 5 × 10 5 years. Each bin is 4 R Jup wide. The hatched region indicates the present day extension of the Galilean system, with the inner and outer edges being the radial positions of Io (∼5.9 R Jup ) and Callisto (∼26 R Jup ).
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 44 Figure 4.11: Trajectories of planetesimals in the semimajor axis-eccentricity plane of the asteroid belt region. The colors of the dots give an indication of the time. The dotted and dashed lines mark the limit where the periapsis of the orbit is q = 1.8 au (roughly the edge of the asteroid belt) and q = 1.5 au (region of the terrestrial planets' embryos), respectively. The positions of major mean motion resonances with Jupiter are represented by the vertical dashed lines. These are the resonances that define today's asteroid belt regions, labelled Inner, Middle and Outer in the figure. The different regions are shifted inward as compared to the position of the MMRs because Jupiter is orbiting at ∼5.4 au at the end of the simulation, consistently with models of later dynamical evolution of the outer Solar System.

  Figure 5.1: Schematic representation of the expected orbital (left) and spectral (right)

Figure 5

 5 Figure 5.2: Schematic representation of the plausible structure of the accretion disk around Mars. The external part of the disk where Phobos and Deimos may have formed is defined as the region on the right side of the vertical line where the temperature drops below ∼2200 K and solids start to condense. The location of the synchronous orbit shall lie in this extended part of the disk to prevent rapid orbital decay of the moons towards Mars.The equilibrium curves of solid (solid line) and liquid (dotted line) forsterite are shown for different fractions (f ) of Mg and Si bound into MgO and SiO 2 .
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 53 Figure 5.3: Results of condensation experiments of Si-Mg rich vapor near equilibrium performed byToppani et al. (2006). Each panel corresponds to a different mineral that condensed into a small crystal with typical sizes of a few hundreds nanometers.
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 66 Figure 6.1: Illustration of the mechanism envisioned for the production of O 2 in the precursor grains of comets. Turbulent eddies in the gaseous disk lift the grains above the midplane towards low density regions where the CRF is less attenuated and radiolysis of water ice is more efficient.
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 66 Figure 6.3: Mean abundance of O 2 relative to H 2 O in 10 -6 , 10 -4 , and 10 -2 m particles as a function of time in the protoplanetary disk and at an orbital distance of 30 au for α values equal to 10 -2 (top panel) and 10 -3 (bottom panel).
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 1 Figure1. Time evolution of the fraction of O 2 molecules produced by cosmic rays in an icy grain. Case 1 (green curves) considers the irradiation of an icy grain placed at 30 au in the PSN. Case 2 (red curves) considers the irradiation of an icy grain located in a low-density environment (∼10 -3 g cm -2 ). Two CRF values are explored in each case, namely 1 and 100 times the nominal CRF value (see the text).
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 2 Figure 2. Side view of O 2 embedded in a cavity inside compact amorphous ice. The cavity corresponds to a void of 3 H 2 O molecules from an hexagonal apolar lattice.

Figure 3 .

 3 Figure 3. O 2 /CO ratio in clathrates formed at 45 K and the corresponding O 2 / H 2 O ratio in the coma, as a function of the coexisting O 2 /CO ratio in the PSN gas phase. The "Min" and "Max" labels correspond to calculations of the O 2 / H 2 O ratio in 67P/C-G's coma, assuming that the CO/H 2 O abundance is between 2.7% and 21% (see the text). The vertical red dashed lines represent the O 2 /CO ratio in the PSN gas phase needed to form clathrates giving 1% O 2 relative to H 2 O in the coma.
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 4 Figure 4. Solid lines: equilibrium curves of O 2 , CO, N 2 , and Ar pure crystalline ices as a function of total disk pressure. Dashed line: equilibrium curve of the CO-dominated clathrate as a function of total disk pressure (see the text).
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 2 Figure 2. Schematic representation of the plausible structure of the accretion disk around Mars. The external part of the disk where Phobos and Deimos may have formed is defined as the region on the right side of the vertical line where the temperature drops below ∼2200 K and solids start to condense. The location of the synchronous orbit shall lie in this extended part of the disk to prevent rapid orbital decay of the moons toward Mars.The equilibrium curves of solid (solid line) and liquid (dotted line) forsterite are shown for different fractions ( f ) of Mg and Si bound into MgO and SiO 2 .
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 1 Figure 1. Surface density and temperature profiles of the CPD, with the distance from Jupiter expressed in units of Jovian radii (R Jup ) calculated for = ´--Ṁ M 1 10 yr p 7 Jup 1 and α=10 -3 . The vertical bars designated by the letters I, E, G, and C correspond to the current orbits of Io, Europe, Ganymede, and Callisto, respectively.
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 3 Figure 3. Left: particles' radial velocities as a function of their Stokes numbers (black dots) at 15 R Jup from a Jupiter mass planet in the midplane of a CPD with = - -Ṁ M 10 yr p 7 Jup
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 4 Figure 4. From left to right: snapshots of the evolution of particles at different times within a Jovian CPD with parameters = -
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 5 Figure 5. Surface temperature of 10 km (blue dots) and 10 cm (yellow dots) bodies as a function of the distance from Jupiter within a CPD with = - -Ṁ M 10 yr p 7 jup 1 and α=10 -3 . The black dashed line represents the temperature profile of the CPD, while the red dashed line is the solution of Equation (26). The high water ice ablation rates suffered by these bodies efficiently cools down their surface temperatures in the inner part of the disk, making them substantially depart from the ambient gas temperature. However, 10 cm bodies cannot retain water ice below ∼10 R Jup so that their surface temperature is that of the ambient gas interior to this distance.
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 6 Figure 6. Average water ice mass fraction of solids as a function of radial distance from Jupiter. 10 4 particles of each size have been released in the 25-35 R Jup region. The horizontal dashed line corresponds to Europa's estimated water mass fraction.
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 2 Figure2. Orbital evolution of the planetesimals with Saturn growing at the outer edge of the gap over a timescale τ growth =5×10 5 year. The orbits of the planetesimals, initially nearly circular, are excited by the growing planet and scattered both inward and outward. The excitation of the eccentricity of the planetesimals allows their capture within the circum-Jovian disk and injection in the inner Solar System. The dotted box roughly represents the extension of the asteroid belt while the dashed line marks the orbits with q=1.5 au. Planetesimals with a perihelion q1.5 au would interact with the embryos of the terrestrial planets and potentially deliver water to them.

Figure 3 .

 3 Figure 3. Orbital evolution of planetesimals with Saturn migrating toward Jupiter over a timescale τ mig =10 5 years. The small vertical lines, labeled 2:1 and 3:2, show the positions of the corresponding MMRs with Saturn. The dashed line and the dotted box are equivalent to those of Figure 2. The planetesimals are excited when the reservoir is swept out by the 2:1 and 3:2 MMRs with Saturn after 15 and 30 kyr, respectively.
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 4 Figure 4. Comparison of the orbital parameters of the captured objects in Case 1 with τ growth =5×10 5 years (left) and in Case 2 with τ mig =10 5 years (right). The histograms are normalized according to the total number of captured objects. Both cases exhibit very similar trends with planetesimals initially captured on large, very eccentric, and inclined orbits.
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 5 Figure 5. Time evolution of the cumulative number of objects captured within Jupiter's CPD in Case 1 (formation of Saturn at the gap) and in Case 2 (migration of Saturn toward Jupiter) for different parameters investigated. In each scenario, the delivery of planetesimals to the circum-Jovian disk spans a few 10 5 years.
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 6 Figure 6. Distribution of planetesimals at different epochs in Case 1 with τ growth =5×10 5 years. Each bin is 4 R Jup wide. The hatched region indicates the present day extension of the Galilean system, with the inner and outer edges being the radial positions of Io (∼5.9 R Jup ) and Callisto (∼26 R Jup ).

Figure 7 .

 7 Figure 7. Trajectories of planetesimals in the semimajor axis-eccentricity plane of the asteroid belt region. The colors of the dots give an indication of the time. The dotted and dashed lines mark the limit where the periapsis of the orbit is q=1.8 au (roughly the edge of the asteroid belt) and q=1.5 au (region of the terrestrial planets' embryos), respectively. The positions of major mean motion resonances with Jupiter are represented by the vertical dashed lines. These are the resonances that define today's asteroid belt regions, labeled Inner, Middle, and Outer in the figure. The different regions are shifted inward as compared to the position of the MMRs because Jupiter is orbiting at ∼5.4 au at the end of the simulation, consistently with models of later dynamical evolution of the outer Solar System.

  d =150 R Jup is the outer radius of the disk and ν is the turbulent viscosity parameterized with the α equivalent turbulence H

  Using the simplifications introduced by Sasaki et al. (2010), the temperature profile can be expressed as a function of the mass accretion rate: More details can be found in the work by Sasaki et al. (2010) (see also, Ronnet et al. 2017). Both the surface density and the temperature are therefore determined by the mass accretion rate onto Jupiter M p ˙. The nominal value of the accretion rate at the time of Galilean satellites formation assumed by Sasaki et al. (2010) was 2×10 -7 M jup yr -1 . In this work, we have assumed a mass accretion rate onto Jupiter M M 10 p 6 jup = - ˙yr -1 ,

Figure 8 .

 8 Figure 8. Left. Comparison between the surface density profile used by Sasaki et al. (2010) (solid line) obtained with M M 2 10 p 7 Jup= ´-˙yr -1 and the profile used

Figure 9 .

 9 Figure 9. Orbits of captured planetesimals in a cartesian plane centered on Jupiter. The dashed red circle is Jupiter's Hill sphere whereas the dotted black circle shows the extension of the CPD. Left: Orbit of a planetesimal captured in the prograde direction with respect to Jupiter. Right: Orbit of a planetesimal captured in the retrograde direction.

  T d profiles of the disk model are given by

  ,z is the dust vertical velocity, M=1 M e is the mass of the central star, z is the vertical position of the dust grain, and t s is the stopping time. The stopping time is a measure of the timescale on which the gas transfers its angular momentum to dust and can be expressed as(Perets & Murray-Clay 2011) 

Figure 1 .

 1 Figure 1. Illustration of the vertical transport of small icy grains toward disk regions where irradiation is strong and favors the formation of O 2 . Grains remain concentrated in the midplane of the disk because of gravitational settling and gas drag.

Figure 2 .

 2 Figure2. Vertical distribution of 10 -6 , 10 -4 , and 10 -2 m particles at 30 au in the PSN. The height above the disk is expressed in function of the disk's gas scale height (H g ).

Figure 3 .

 3 Figure 3. Vertical evolution of a 10 -6 m particle as a function of time at 30 au in the PSN.

Figure 4 .

 4 Figure 4. Abundance of O 2 relative to H 2 O in 10 -6 , 10 -4 , and 10 -2 m particles as a function of time in the PSN and for α values equal to 10 -2 (top panel) and 10 -3 (bottom panel).

  

  

  

  

  

  

  It is convenient to express the accretion rate as a function of dust mass flux through the disk Ṁd = 2πrv r,d Σ d (see section 1.2.2). For particles with small Stokes number, v r,d ≈ 2Stηv K . Inserting this into equation 1.32, we find the planar mass accretion rate might be expressed as seed = M s /M * , with M * the mass of the central star. Because η, Ṁd , and St depend generally only weakly with distance to the Star (see, e.g., sec. 1.2.2;

	Chapter 1				
	Ṁs,2D = (2π0.3 2/3 η) -1 St 0.1	-1/3	q	2/3 seed Ṁd ,	(1.35)
	where q				
		),		
	Ṁs,3D = Ṁs,2D	πR eff √ 2 2πH d	.	(1.34)

Table 3

 3 .19) 

	Chapter 3	
	i	e i
	0	20.9969665107897
	1	3.72437478271362
	2 -13.9205483215524
	3	29.6988765013566
	4 -40.1972392635944
	5	29.7880481050215
	6 -9.13050963547721

.1: Coefficients for the polynomial relation giving the equilibrium vapor pressure of water at a given temperature.

Table 5

 5 Oxide wt% BSM 1 Dep. BSM 2 Moon 3 IDP 4

	Chapter 5						
	SiO 2	45.39	17.4	44.60 47.00	
	MgO	29.71	20.5	35.10	16.8	
	MnO	-	-	-	0.1	
	NiO	-	-	-	1.1	
	Al 2 O 3	2.89	2.19	3.90	1.3	
	TiO 2	0.14	0.09	0.17	-	
	FeO	17.21	10.55	12.40	24.4	
	CaO	2.36	1.81	3.30	0.9	
	Cr 2 O 3	-	-	-	0.2	
	Na 2 O	0.98	0.01	0.05	-	
	K 2 O	0.11	0.01	0.004	-	
	S		-	-	-	7.3	
	Total	98.79	52.54	99.5	99.09	
	Minerals wt% BSM Dep. BSM Moon Moon/BSM IDP IDP/BSM
	Quartz	-	-	-	-	9.83	-
	Plagioclase	11.59	10.45	10.88	11.24	3.62	9.57
	Orthoclase	0.66	-	0.02	0.34	-	0.33
	Diopside	6.97	-	4.78	5.87	0.76	5.69
	Hypersthene	21.29	-	23.24	22.24	66.00	48.86
	Olivine	59.22	84.65	60.76	60.01	-	27.58
	Magnetite	-	2.97	-	-	4.01	-
	Pyrite	-	-	-	-	15.78	7.84
	Total	99.73	98.07	99.68	99.70	100	99.87
	Table 5.2: Bulk mineral composition resulting from the CIPW norm calculation

.1: 1 Bulk Silicate Mars (Lodders 2000). 2 Depleted BSM estimated for a 50% vaporized disk (Canup et al. 2015). 3 Bulk Silicate Moon (O'Neill 1991). 4 Interplanetary Dust Particle (Rietmeijer 2009).

Table 1

 1 Bulk Silicate Compositions Used to Model the Disk Composition

	Oxide Wt%	BSM a	Dep. BSM b	Moon c	IDP d
	SiO 2	45.39	17.4	44.60	47.00
	MgO	29.71	20.5	35.10	16.8
	MnO	L	L	L	0.1
	NiO	L	L	L	1.1
	Al 2 O 3	2.89	2.19	3.90	1.3
	TiO 2	0.14	0.09	0.17	L
	Feo	17.21	10.55	12.40	24.4
	CaO	2.36	1.81	3.30	0.9
	Cr 2 O 3	L	L	L	0.2
	Na 2 O	0.98	0.01	0.05	L
	K 2 O	0.11	0.01	0.004	L
	S	L	L	L	7.3
	Total	98.79	52.54	99.5	99.09
	Notes.				

a Bulk silicate Mars (Lodders & Fegley 2011). b Depleted BSM estimated for a 50% vaporized disk (Canup et al. 2015). c Bulk silicate Moon (O'Neill 1991). d Interplanetary dust particle (Rietmeijer 2009).

Table 2

 2 Bulk Mineral Composition Resulting from the CIPW Norm Calculation

			Dep.		Moon/		IDP/
	Minerals Wt%	BSM	BSM	Moon	BSM	IDP	BSM
					50%/		50%/
		100%	100%	100%	50%	100%	50%
	Quartz	L	L	L	L	9.83	L
	Plagioclase	11.59	10.45	10.88	11.24	3.62	9.57
	Orthoclase	0.66	L	0.02	0.34	L	0.33
	Diopside	6.97	L	4.78	5.87	0.76	5.69
	Hypersthene	21.29	L	23.24	22.24	66.00	48.86
	Olivine	59.22	84.65	60.76	60.01	L	27.58
	Magnetite	L	2.97	L	L	4.01	L
	Pyrite	L	L	L	L	15.78	7.84
	Total	99.73	98.07	99.68	99.70	100	99.87

Table 1

 1 Computed Stabilization Energies (eV) of S 2 Interacting with H 2 O Ice or H 2 S Ice

				Table 2	
				Computed Stabilization Energies (eV) of H 2 S Interacting with H 2 O Ice
				Environment	H 2 S
	Environment	H 2 O Ice	H 2 S Ice	Adsorption	0.61
	Adsorption Inclusion (n = 1) a	0.28 -0.12	L 0.30	Substitution (n = 1) a Substitution (n = 2 far away)	0.77 0.73
	Inclusion (n = 2)	0.28	0.45	Substitution (n = 2 close)	0.56
	Inclusion (n = 4)	0.50	0.40	Substitution (n = 3 close)	0.50
	Inclusion (fine track)	0.51	0.41	Substitution (irradiation track)	0.51
	Inclusion (large track)	0.53	0.50		
				Note.	
	Note. a n=number of H 2 O or H 2 S molecules destroyed to create the void in which	a n=number of H 2 O molecules replaced by H 2 S.	
	S 2 is trapped.				

  The temperature at the midplane of the disk T m is obtained by multiplying T d by aHueso & Guillot 2005), where τ R and τ P are the Rosseland and Planck mean optical depths, respectively. This would give a slightly higher temperature than T d . However, given the uncertainties on the opacity, the turbulence level and the mass accretion rate of the circum-Jovian disk, we followSasaki et al. (2010) in adopting T m ∼T d . Both the surface density and gas temperature are thereby determined from the value of the accretion rate Ṁp .

	factor of (e.g., Therefore, a time evolution of the CPD can be accounted for by + t t ( ) 3 8 1 2 1 4 R P
	imposing a decrease of the mass accretion rate over time.
	Following Sasaki et al. (2010), this can be expressed as = -t ˙( ) ˙( ) M t M e , t 4 p p ,0 disk

  In practice, P v should be replaced by

	( ( ) P T v s	-	P H O 2	( )) r	in Equation (22), with	P H O 2	( ) r

Table 1

 1 Coefficients for the Polynomial Relation Giving the Equilibrium Vapor Pressure of Water at a Given Temperature

	i

Table 1

 1 CPD Capture and Main Belt Implantation Efficiencies for Case 1 Scenario

	τ growth (year)	Capture	Implantation
	1×10 5	8.7%	0.9%
	5×10 5	14.8%	1.3%
	1×10 6	11.8%	1.8%

Table 2

 2 CPD Capture and Main Belt Implantation Efficiencies for Case 2 Scenario

	τ mig (year)	Capture	Implantation
	5×10 4	12.9%	0.6%
	1×10 5	14.4%	0.4%
	5×10 5	9.0%	0.5%

  2 is produced by radiolysis of water ice through the chemical reaction 2H 2 O→2H 2 + O 2 , with an amount of energy E w needed to alter one H 2 O molecule being E w = 235 eV

	A g	Z	p	g	dz,	1 3
	where N A is Avogadro's number. The energy deposited onto
	water molecules during the timestep dt is then given by = ( ) E W n dt. dep irr	( ) 1 4

O

Chapitre 6Les travaux menés durant la thèse ont permis de contribuer à des études concernant la composition des glaces cométaires, et particulièrement l'origine de l'oxygène moléculaire dans la coma de la comète 67P/Churyumov-Gerasimenko, cible de la mission Rosetta de l'agence spatiale européenne. Ce chapitre présente en particulier une étude sur la formation d'oxygène moléculaire par radiolyse de la glace d'eau de grains exposés aux radiations cosmiques.En utilisant le modèle de transport de grains présenté au chapitre 3, couplé à une paramétrisation de la dose d'énergie reçue en fonction de la densité de colonne de gaz au-dessus d'un grain, un taux de production d'oxygène par radiolyse de l'eau dans les disques proto-planétaires est estimé. Ce taux est néanmoins extrêmement faible, alors même que l'hypothèse très favorable que toute l'énergie reçue servait à produire de l'oxygène a été utilisée. La conclusion la plus probable est que la radiolyse des grains de la comète 67P/C-G a principalement eu lieu dans l'environnement peu dense du milieu interstellaire, avant la formation de la nébuleuse protosolaire. Ces grains ont "survécu" à l'effondrement du nuage protosolaire, c'est-à-dire qu'ils n'ont pas été exposés à des températures supérieures à la température de stabilité de la glace d'eau, en gardant emprisonnées les molécules d'oxygène.

The controversial case of the martian moons is discussed in the Chapter 5.

The ODE solver is available at the following webpage: https://computation.llnl.gov/casc/ odepack/

The REBOUND code is available at http://github.com/hannorein/rebound

We note that this is the timestep for the simplectic integrator only. Close encounters with the massive planets are handled with the high order adaptive timesteping IAS15 integrator(Rein and Tamayo 2015, Rein and Spiegel 2015) 
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Both O 2 and CO molecules are expected to form this structure(Mohammadi et al. 2003(Mohammadi et al. , 2005)).
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The ODE solver is available at the following webpage: https://computation. llnl.gov/casc/odepack/.
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We stress that the sizes given here are mere indications as pebbles are defined by their aerodynamic properties and not their sizes.

Available at http://github.com/hannorein/rebound.

We note that this is the timestep for the simplectic integrator only. Close encounters with the massive planets are handled with the high-order adaptive time-stepping IAS15 integrator(Rein & Spiegel 2015; Rein & Tamayo 2015).

The Astrophysical Journal, 858:66 (5pp), 2018 May 1 Mousis et al.

This scenario does not preclude a possible amorphous-to-crystalline ice phase transition due to a moderate PSN temperature along the migration path of the grains(Mousis et al. 2016).
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Appendix

This section contains papers published in refereed journals during the course of this thesis and sorted in chronological order.

Appendix A Additional Forces for Planets and Planetesimals

Here we describe the effects of aerodynamic drag and eccentricity/semimajor axis damping that were included in our simulations. Following Cresswell & Nelson (2008), we included the effects of eccentricity and semimajor axis damping of the planets due to interactions with the gas disk through the following acceleration term:

In the above expressions, v is the velocity vector of the planet, r its position vector and r the distance to the star. In the case of Saturn, the eccentricity damping timescale τ e was taken to be 0.01 τ mig (e.g., Lee & Peale 2002). As we did not consider any radial migration of Jupiter, we always used an eccentricity damping timescale of τ e =5×10 3 years and no semimajor axis damping for this planet. These are simplified prescriptions that do not take into account the structure of the disk. However the purpose of this study is not to investigate the precise migration of the giant planets within the disk.

We accounted for the aerodynamic drag effects on the planetesimals. This was implemented in a similar fashion as in Ronnet et al. (2017) by adding the following acceleration term:

In the above expression, v g is the velocity of the gas given by the hydrodynamic simulation when planetesimals are far from Jupiter. When planetesimals are at a distance of 150 R Jup from Jupiter or closer, the gas velocity is found assuming a Keplerian velocity around the giant planet to model the interaction with the CPD. The stopping time t s , is computed using the following expression (Perets & Murray-Clay 2011;Guillot et al. 2014):

In this expression, R s is the size of the planetesimal and ρ s =1 g cm -3 its density. The gas density ρ g is obtained by assuming hydrostatic equilibrium in the vertical direction with an aspect ratio of the disk h=0.05 in the case of the PPD or it is given by the CPD prescription described in Appendix B when planetesimals are close to Jupiter. The gas thermal velocity is v c 8

, c g is the isothermal sound speed and v rel is the relative velocity between the gas and the planetesimal, either in the CPD or the PPD. 

The mean free path of the gas l g is taken from the prescription of Supulver & Lin (2000).

Appendix B The CPD Model

Our model is based on the simple prescription of Sasaki et al. (2010), which was constructed from the gas-starved model of