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Résumé

Lors de cette thèse, je me suis attaché à améliorer notre connaissance des planètes géantes, depuis notre voisine

Jupiter jusqu’aux exoplanètes lointaines : les Jupiter chauds.

Grâce aux nouvelles observations gravitationnelles extrêmement fines du satellite Juno, entré en orbite autour de

Jupiter en juillet 2016, il est possible d’améliorer significativement les modèles de structure interne de la planète.

Cependant, cela ne peut se faire qu’à condition d’avoir une méthode suffisamment précise pour exploiter au maxi-

mum les données. J’ai donc étudié la méthode des sphéroides de Maclaurin concentriques et ses limitations.

A l’aide des connaissances contemporaines sur les équations d’état, les propriétés diffusives et les transition ou sépa-

ration de phase entre l’Hydrogène et l’Hélium, il m’a alors été possible de produire de nouveaux modèles de Jupiter.

Arriver à combiner les observations gravitationnelles de Juno et les abondances d’éléments observées par Galiléo

n’a pu se faire qu’en décomposant Jupiter en au moins 4 zones, de l’envelope externe jusqu’au coeur compact. J’ai

montré que la taille de ce coeur compact était dégénérée avec la variation d’entropie à l’intérieur de la planète.

La structure interne des Jupiter chauds quant à elle est très dépendante de leur dynamique atmosphérique, qui

entraîne une inflation de leur rayon. J’ai étudié les atmosphères de ces planètes à l’aide du modèle de circulation

globale de l’Université d’Exeter et d’un code linéaire que j’ai développé, appelé ECLIPS3D. La caractéristique la

plus importante de la circulation atmosphérique est la présence d’un jet superrotatif, étendu en latitude.

J’ai donc étudié la création de ce jet à l’aide d’arguments théoriques pour s’assurer de sa pertinence physique.

L’étude de la solution linéaire dépendante du temps, associée à des arguments numériques sur la convergence de

quantité de mouvement par les vents verticaux m’ont permis d’établir une compréhension globale, cohérente de

l’accélération de la superrotation dans l’atmosphère de ces planètes.

Avec ce travail, j’ai amélioré ma compréhension théorique des planètes géantes et dévelopé des codes qui peuvent

être utilisés pour améliorer nos connaissances sur la structure interne et la dynamique atmosphérique des planètes

géantes, que ce soit Jupiter, Saturne ou les Jupiter chauds.

2



Abstract

Through this thesis, I have been motivated by the will to improve our knowledge of giant planets, from our neigh-

bouring Jupiter to the far away worlds across the galaxy: hot Jupiters.

With the latest, extremely precise observations of the satellite Juno, new models of the interior of Jupiter can be

derived. A precise enough method is required to take full advantage of these outstanding data, and I therefore

studied the concentric Maclaurin spheroid method and its limitations.

With contemporary understanding on the equations of state, diffusive properties and phase transition/separation of

hydrogen and helium, I could then focus on producing new interior models of Jupiter. Combining the gravitational

observations of Juno with the elemental observations of Galileo has proven to be a complicated task, which required

to decompose the planet into at least four regions from the outer envelope to the inner, compact core. I have shown

that the size of the compact core is degenerated with the entropy variation within the planet.

Concerning hot Jupiters, I have reminded of the need to understand their atmospheric dynamics to constrain their

interior structure, as the wind circulation can lead to an inflation of their radius. Studying numerically their at-

mospheric dynamics was performed with the University of Exeter’s global circulation model as well as with the

development of a linear solver that I called ECLIPS3D. An important, robust feature is the presence of a broad

equatorial superrotation in the atmosphere of these planets.

Finally, I have explored the spin up of this superrotation on theoretical grounds, to assess its physical relevance. I

have calculated the linear time dependent solution to show the importance of differential drag and radiative damp-

ing, and have used numerical simulations to highlight the importance of vertical momentum acceleration. Globally,

a coherent picture of the initial spin up of superrotation was obtained.

Through this work, I have improved my theoretical understanding of giant planets and developed various codes

that can be used to study and improve our knowledge of the interior structure and atmospheric dynamics of giant

planets, from Jupiter and Saturn to hot Jupiters.
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Chapter 1

Introduction

The story so far: in the beginning the Universe was created. This has made a lot of

people very angry and been widely regarded as a bad move.

Douglas Adams - The Restaurant at the End of the Universe

I
n the 4th century before our time, Aristotle proposed that the Earth was made of 4 concentric spheres, com-

posed solely of earth, water, air then fire, respectively. According to Descartes in 1644, Earth’s interior was

simply empty, whereas in 1695, Woodward [1695] pictured it as a crust covering a ball of water in order to

explain the Genesis deluge. By studying meteorites, Édouard Albert Roche proposed the first two layer model of

the composition of the Earth in 1883 [Roche, 1883]. This was permitted by the knowledge of the mass of the Earth

from gravitational observations, and the knowledge of the behaviour of rocks under high temperature and pressure.

Our contemporary understanding of the Earth’s composition dates only back to the beginning of the 20th century,

with the first seismological studies of Oldham [1906]. A hundred years of studying the propagating, diffracted and

refracted waves have brought us to the current picture of the Earth, with a crust, a mantle, a liquid core and a

solid inner core. The success of seismic studies is about to be brought to Mars, where Nasa’s Insight rover will soon

perform the first extraterrestrial seismological studies. Comparing the structure and composition of the Earth and

Mars is expected to shed light on many unknowns of terrestrial planetary formation.

Gaseous planets, on the other hand, are a bit more challenging. First the formation process is less clear as the mass

coming from accretion of planetesimals is unknown, contrary to terrestrial planets mainly formed by colliding rocks.

But most importantly classical seismology is impossible to perform on these planets. On stars, asterosismology

is a growing field. The pulsations of the Sun were discovered in 1960 by Robert Leighton [Leighton et al., 1962]

and allowed the inference of the Sun’s structure in the last 50 years. Mainly, we can observe acoustic waves with

sufficient magnitude to decompose them onto spherical harmonics up to orders superior to 1000. On Jupiter, the

convection zone breaks the propagation of gravity waves, as in the sun, but the acoustic waves on this cooler and

smaller object have a lower amplitude and lower frequency, which make them harder to separate from the atmo-

spheric motions. Still, Gaulme et al. [2011] were able to provide the first observations of Jupiter’s pulsation. This

work hasn’t been used yet to derive internal models of Jupiter because signal to noise ratios are still too low, and

these observations are quite scarce and preliminary.
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One of the remaining options to understand giant planets’ structure and formation is to study their gravitational

field. If Jupiter was a homogeneous sphere, we could only learn its mass from the knowledge of its gravity. Fortu-

nately, Jupiter is stratified in density and rotating hence the deviation of the gravity field from that of a homogeneous

sphere can teach us lots about the composition of the planet. The first satellite observations were made 40 years

ago, when the trajectories of Pioneer and Voyager allowed the evaluation of the Jovian gravity field (see notably

Campbell and Synnott [1985]). Subsequent satellites have since studied the attraction of Jupiter in depth. Galileo

provided better constraints on the atmospheric composition of the planet, especially with its entry probe that

dived into the outer layers (Seiff et al. [1998] and von Zahn et al. [1998]). More recently, Juno has measured with

unprecedented accuracy the gravity field and magnetic field of the planet (Bolton et al. [2017], Iess et al. [2018],

Connerney et al. [2018]). Juno also provided pictures of the planet of tremendous quality, as displayed on Figure 1.1.

Figure 1.1: Jupiter Southern hemisphere as seen by Juno. Credits: NASA/JPL-Caltech/SwRI/MSSS/Gerald

Eichstädt/ Seán Doran

Such a precision on the gravity field of Jupiter is a tremendous opportunity for the astrophysical community. It

allows us to refine appropriate models or refute previous underconstrained propositions. But it also reminds us of

the huge degree of degeneracy in the models. No matter the precision, inferring Jupiter’s composition by solely

observing its external gravity field yields a huge span of fitting models. Additionally, older models predicted a

metallization transition with an entropy jump (see Guillot and Gautier [2014] for a review), but recent calculations

with double diffusive convection in Leconte and Chabrier [2012] propose a gradient of entropy and heavy elements

throughout the whole planet, eventually suppressing the need for a compact core in Jupiter. The different proposed

physical processes increase yet further the degeneracy.

In this context, we have been interested in understanding Jupiter with the most up to date physical and math-
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ematical developments. Mathematically speaking, William Hubbard in Hubbard [2012] and Hubbard [2013] has

developed a powerful method to calculate the gravitational potential of a barotropic, hydrostatically balanced celes-

tial body (said otherwise, a giant planet). Although its numerical cost is quite expensive, the level of adaptability

of this method makes it an outstanding tool for understanding giant planets. Our first contribution was to study

the limitations of this method in the context of Jupiter, to assess that its level of accuracy is sufficient with the

extremely precise data of Juno. As reported in Debras and Chabrier [2018], we have highlighted the conditions

under which the method can be safely used, and our knowledge of Jupiter improved.

Physically speaking, the advances in numerical quantum molecular dynamics (e.g., Soubiran and Militzer [2016],

Mazzola et al. [2018] and other references throughout the thesis), plasma experiments (e.g., Loubeyre et al. [1985],

Pépin et al. [2017], Celliers et al. [2018], etc.) and transport processes from numerical simulations and analytical

expectations (e.g., Rosenblum et al. [2011], Moll et al. [2017], Leconte and Chabrier [2012], etc.) allow us to under-

stand the conditions prevailing in the interior of Jupiter with much more subtlety. Based on these recent results, we

have worked on deriving new interior structures of the planet, constrained by the knowledge of theoretical physics.

Our work, submitted for revision in the Astrophysical Journal, shows that the structure of Jupiter is more complex

than previously thought. However, lots of questions remain unanswered, and our knowledge of the interior of Jupiter

will without a doubt improve in the fortchoming years.

Nonetheless, this broad picture of the structure of Jupiter and the understanding of the physical processes at stake

in the planet have a fundamental, contemporary application: extrasolar planets. Since the first discovery of an

exoplanet in 1995 [Mayor and Queloz, 1995], more than 3000 planets have been detected (http://exoplanet.eu)

and there are still more than 8000 candidates yet to be confirmed. Among them, a few percent are gas giants,

with sizes and masses ranging from sub-Neptune to super-Jovian, and orbits, eccentricities, radius and inclinations

scattered across the parameter space. As we have seen, although 6 satellites have observed Jupiter from up close,

our knowledge of the planet remains quite poor. In that regard, deeper understanding of extrasolar planets is

a difficult, observationally limited task. Although comparison can be misleading when conditions are extremely

different, it seems that using the solar system planets as templates for exoplanet structure is one of the only few

ways of gaining further information. Of course, it is also needed to explore and exploit as much as possible the

physics we can assess from the sole observations of these planets, reminding that to date, a direct image of a planet

is actually one saturated pixel on a state of the art camera, with a 8 meters telescope.

Most exoplanets have been detected by two methods: radial velocities and transits. The imprecision from the

transit, not able to distinguish a planet from a distant binary for example, requires a validation by radial velocities

to confirm the existence of a planet. This seems constraining, but it has the advantage of providing complementary

information on extrasolar planets. On the one hand, the radial velocity technique aims at observing the motion of

the star around the centre of gravity of the star+planet system. It allows to estimate the mass of the planet (given

the mass of the star and an unknown inclination) as well as its semi major axis and eccentricity. The more massive

the planet, the easier the detection is.

On the other hand, in order to observe a transit, the planet has to cross our line of sight between its star and the
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Earth. As the planet passes in front of its star, we can observe a dip in the luminosity of the star, which gives an

estimate of the radius of the planet given the radius of the star. Therefore, the bigger the planet and the shorter its

orbital period, hence the closer it is to its star, the easier the detection. At the dawn of exoplanetary science, the

biggest, closest to their stars planets were therefore the first to be observed. At the time this thesis was written, we

are approaching the limit were a planet strictly analogous to the Earth could be discovered (which happens to be

the most difficult targets to observe). We show in Figure 1.2 the fraction of planet per star, as we picture it to date,

as well as the diversity of observed planets by Kepler. Clearly, the solar system is not enough to fully understand

extrasolar planets.

(a) (b)

Figure 1.2: (a) Fraction of stars with planets as a function of the planet size as of our knowledge in 2017. Credit:

F. Fressin (CfA) (b) Planets discovered by Kepler as of June 2017. Credits: NASA / Ames Research Center /

Wendy Stenzel.

The first detection notably was amongst a class of planets that doesn’t exist in the solar system: hot Jupiters.

These are Jupiter-mass planets about 10 times closer to their star than Mercury is to the Sun. Because of this

proximity, they are supposed to be tidally locked (see the review of Baraffe et al. [2010]) as the Moon is to Earth,

thus always presenting the same side to the star. They also seem to have a much bigger radius than predicted by

our understanding of planetary evolution. This issue of inflated radius is still a puzzle for the scientific community

(see notably Guillot and Showman [2002], Batygin and Stevenson [2010] and Tremblin et al. [2017] and chapter 5).

What is really interesting with the transit detection method is that when the planet passes in front of the star the

light of the star is affected by the composition of the planet. At the limbs, where the optical depth is low enough to

let the incoming light from the star escape to our telescopes, molecules of the atmosphere of the planet can absorb

a fraction of the energy. Therefore by comparing the spectroscopic signature of the star alone and the observed

spectrum when the planet transits, one can obtain clues on the chemical composition of the atmosphere of the

planet. It also becomes possible in some cases to observe the emission spectra of the planet during the secondary
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transit, just before the planet passes behind its stars. Instead of having a dip in the luminosity there is an increase

in the received flux because of the reflection of the starlight by the planet. A comparative study of the composition

of 10 hot Jupiters, as observed by transit techniques, has been performed in Sing et al. [2016]. Even with such a

low statistical sample, it is quite obvious that there is a tremendous diversity of hot Jupiters.

The new data provided by exoplanetary observations demand new theories or numerical experiments in order to

interpret them. Specifically, it is needed to predict what the atmosphere of hot Jupiters should be like. From

meterological research, the numerical method used to study the evolution of an atmosphere is called a Global Cir-

culation Models (GCM). First dedicated to weather prediction on Earth [Phillips, 1956], these models solve the

equations of motion and of conservation (mass, energy, momentum) of an atmosphere to understand both the local

scale for weather forecasting and the global scale for climate studies. These GCM are now adapted for astrophysics

purposes, first on the solar system (on Venus typically [Kalnay de Rivas, 1975]) or to go back in time on Earth. In

2002, Showman and Guillot [2002] used for the first time a GCM on a hot Jupiter, leading the way to more than

fifteen years of numerical predictions of exoplanet atmospheres. Many scientific teams across the world followed

this pioneering work (Rauscher and Menou [2012], Perna et al. [2012], Dobbs-Dixon and Agol [2013], Heng et al.

[2011] for example) and today there are multiples GCM used for exoplanetary science, not only dedicated to hot

Jupiters. The university of Exeter works with the Unified Model (UM), their own adaptation of the Met Office

GCM first presented in Mayne et al. [2014b] and used throughout this thesis.

These GCMs provide a framework for interpreting the observational data, but do not allow for a comprehensive

grasp of the physical phenomena at stake. Additional understanding has to be provided by simpler, physically

motivated studies. One of the main features obtained by GCM for hot Jupiter is the presence of an equatorial

superrotation: at the equator the winds are going faster than the solid body rotation of the planet, up to a few

kilometers per second. As we have shown in Mayne et al. [2017], this feature, first predicted by Showman and

Guillot [2002], is largely insensitive to the equations and conditions used in the GCM as long as the planet is tidally

locked and intensively irradiated.

The first comprehensive theory explaining this superrotation has been provided by Showman and Polvani [2011],

later completed by Tsai et al. [2014] and Komacek and Showman [2016]. They rely on the propagation and in-

teraction of stationary forced waves with the mean flow, setting up an initial circulation that eventually leads to

superrotation. The complementarity of these three papers, from the simple 2D shallow water theory in Showman

and Polvani [2011], to the 3D wave resonance study of Tsai et al. [2014] and the analytical orders of magnitude

estimates of Komacek and Showman [2016], allows for a global coherent understanding of superrotation in hot

Jupiters. However, there are still a few uncertainties, notably regarding the viability of the proposed mechanism

with an accurate treatment of the radiative transfer and in the limits of low dissipation. In this context, we have also

worked on enlightening the remaining areas of the physical explanation for superrotation on hot Jupiters. We have

tackled this issue with the use of ECLIPS3D, a linear solver we have developed, and analytical arguments on both

the dissipation of the waves excited by the stellar insolation and the momentum transfers they imply. This work,

complemented by the numerical study performed in Mayne et al. [2017], is about to be submitted to Astronomy

and Astrophysics.
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Globally, in this thesis, I conduct a tour of many physical processes of prime importance in giant planets. Starting

from the deep interior of Jupiter to the extreme conditions of the irradiated atmosphere of gaseous exoplanets,

and notably HD209458b, I study the structure, equilibrium and disequilibrium properties of giant planets. In the

context of Juno and the ever accelerating field of exoplanetary science, this manuscript is encapsulated in a thrilling

context that brings new vision on the properties of gas giants. Jupiter, by its own, possesses more than 90% of

the angular momentum of the solar system and is twice more massive than the other planets of the solar system

altogether. Eventually, a better understanding of gas giants, starting 5 astronomical units from the Earth and going

as far as a few hundreds of light years, will yield valuable knowledge on the formation and evolution of planetary

systems across the galaxy.

Outline of the thesis

This manuscript is divided into 8 chapters, starting with this introduction. Chapter 2 details the theoretical back-

ground of the thesis, and notably the wave mechanisms relevant for atmosperic dynamics as well as the theory of

convection in the deep interior of Jupiter. Then, chapter 3 provides a thorough study of the concentric Maclaurin

spheroid method, which allowed me to derive new internal structures of Jupiter in chapter 4, based on the ther-

modynamical properties of hydrogen and helium. This work is the only one to date to match all the observational

data, and we provide a thorough discussion on the physical assumptions of the models.

Chapter 5 is devoted to the transition from the core of Jupiter to the atmospheres of hot Jupiters, notably by

explaining the issue of the inflated radius and by introducing global circulation models. In chapter 6 is detailed the

linear code that I developed for the study of waves, instabilities and steady circulations in planetary atmospheres.

As this chapter is mainly a benchmark of the code, it can be skipped at first reading. Combining theoretical

calculations, global circulation models and ECLIPS3D, chapter 7 focuses on the understanding of the spin up of

superrotation in hot Jupiters. This chapter extands prior works on the superrotation of hot Jupiters with the

consideration of the time dependent linear solution and vertical momentum transfers. Finally, chapter 8 concludes

the thesis, and details the perspectives for further studies.
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Chapter 2

Definition of the basic concepts

Un bon discours ne doit être basé sur rien, tout en donnant l’impression

d’être basé sur tout.
Pierre Dac

I
n this thesis, we are interested in the dynamics of fluids driven by a temperature gradient or in the structure

of planets under hydrostatic equilibrium. In that regard, it is important to detail the Navier-Stokes equations

and expose the physical conditions prevailing in the interior of giant planets. Additionally, we introduce the

observed quantities to constrain the structure of a gas giant: the gravitational moments.

2.1 Equations of motion: Navier-Stokes equations

This section is largely inspired by Vallis [2006] where a full derivation of the equations can be found.

2.1.1 Eulerian and Lagrangian viewpoints

The notion of velocity in fluid dynamics is not obvious. When looking at a point object, its speed simply is the

infinitesimal variation of its position with respect to time. For a solid, Newton laws are applied to its center of

gravity and the inertia equation provides constraints on the equilibrium or global motion of an object. Its thermo-

dynamical quantities can depend on the position in the solid, but the dynamical quantities are, on average, common

to the whole object. The question is: how to define dynamical quantities for a fluid?

There are two ways of doing so. The first is to consider that an observer is in a fixed frame of reference and is

looking at the properties of the fluid at a definite point of space. The quantities are then evolving with the fluid

passing by and the observer sees the fluid as a field rather than an ensemble of particles. In that description, called

the Eulerian description of a fluid, the evolution of the fluid (velocity, density, ...) φ would be defined as

∂

∂t
φ(x, y, z, t) = O(φ, x, y, z, t),

where x, y and z are the cartesian coordinates, t the time and O is an operator determined by the laws of dynamics
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and thermodynamics.

The other approach is to consider that the fluid is an ensemble of parcels with their own properties that are moving

together. In this Lagrangian description, we are following the evolution of a specific piece of the fluid within the

surrounding flow. Therefore, the Lagrangian derivative, D/Dt represents the evolution with time of any quantity of

the parcel, supposed constant within the parcel, as the parcel moves within the fluid. If an Eulerian observer was

to follow the parcel, they would observe that a quantity q (temperature, density, ...) has an intrinsic change, ∂q/∂t

plus an evolution due to the advection of the parcel within the fluid. The Lagrangian derivative can therefore be

connected to the Eulerian derivative through:

Dq

Dt
=
∂q

∂t
+
(

#»v · #»∇
)

q,

where #»v = #»v (x, y, z, t) is the velocity field of the fluid. Although most of this thesis is written from a Eulerian

approach, this distinction is important to bear in mind when interpreting the results (convection within Jupiter,

notably, is easier to understand phenomenologically from a Lagrangian point of view).

2.1.2 Equations of hydrodynamics

The description of motion for a fluid rely on three conservation laws, leading to a set of 5 equations. First in a

closed system the mass must be conserved, which leads to the equation of continuity. This conservation implies

that the change in the density of a parcel of fluid must be equal to the transport of density by the flow, so that

there is no mass source or sink (we neglect any non conservation of mass due to nuclear effects). This gives:

Dρ
Dt

+ ρ
#»∇ · #»v = 0 , or equivalently

∂ρ

∂t
+

#»∇ · (ρ #»v ) = 0, (2.1)

where ρ is the density and #»v the velocity of the fluid.

The second conserved quantity is the momentum. As expressed in Newton’s second law, the derivative of the

momentum of a system with respect to time is equal to the forces applied on this system. With a fluid dynamics

approach we obtain:

∂ #»v

∂t
+
(

#»v · #»∇
)

#»v = −1
ρ

#»∇p+ ν∇2 #»v +
#»

F , (2.2)

where p is the pressure, ν the viscosity and
#»

F the external forces (per unit mass). This states that the change

of the momentum of a parcel is determined by the forces applied to the parcel: the pressure gradient, the viscous

effects and any other external force applied to the system (gravity mostly for a planet). This conservation law

actually contains three equations as the velocity vector has three scalar components. At the first order, |∇2 #»v | can

be estimated as |v| divided by the square of a characteristic length over which v changes. Calling Lv this length

we have |ν∇2 #»v | ≈ νv/L2
v = v/τv where τv = L2

v/ν is a characteristic time of dissipation for the velocity. Diffusion

by viscosity, which in the Navier Stokes equation acts as redistributing the momentum within the fluid, can also be

seen as a friction which opposes the emergence of strong velocities on a timescale τv (which is not constant within
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the fluid). We will consider this approximation in the final chapters of this thesis.

Finally, the energy of a closed system is also conserved. In the general cases, we would write that the derivative of

the energy with respect to time is equal to the sources and sinks of energy (for example the heating from the star).

But as shown in Vallis [2006] this is equivalent to:

Dθ

Dt
=
θ

T

Q̇

cp
, (2.3)

where T is the temperature, θ is the potential temperature, Q̇ is the heating rate and cp is the specific heat capacity.

θ is defined as the temperature a parcel of fluid would have if moved adiabatically to a reference pressure p0 (usually

1 bar in the case of Earth atmosphere) and for an ideal gas we get:

θ = T

(

p0

p

)R/cp

,

where R is the ideal gas constant divided by the mean molar mass of the system.

The sedulous reader will have noticed that we introduced six quantities (3 for the velocity and 3 thermodynamic

variables) but only 5 equations, so our problem can’t be resolved thus far. The last equation is describing how to

link the thermodynamic quantities of the fluid, characterizing the type of fluid we have. This is the equation of

state of the fluid, coming from physical processes intrinsic to the fluid. In this work, state of the art equations

of state will be used to construct Jupiter’s structure, but when considering atmospheric dynamics we will restrain

ourselves to the ideal gas equation:

p = ρRT . (2.4)

2.1.3 The planetary case: rotating fluid under gravity

If the fluid we are studying is actually the atmosphere of a planet, we can go a bit further in the equations. We

indeed know that the only force applied to our fluid is gravity. In our study, we will always neglect the tidal effects

of the other celestial objects on the atmosphere. Although they play an important role in locking the planet in a

synchronous orbit with the star (see Baraffe et al. [2010]) they are expected to only have a second order effect on

the global dynamics.

Then the only remaining force is the attraction of the planet itself to its own atmosphere i.e., self-gravity. Usually,

the self-gravity of the atmosphere itself can be neglected as its mass is negligible compared to the total mass of

the planet. As for Earth, we can define a gravitational field ~g that expresses the gravitational attraction, always

directed towards the centre of the planet for spherically symmetric planets. And if the atmosphere is at rest, we

simply obtain:
1
ρ

dp

dr
= −g, (2.5)

where r is the distance from the centre of the planet. In the general case, g is not constant and varies as 1/r2.

Equation (2.5) is called hydrostatic balance or hydrostasy and is often a very good approximation even when the
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atmosphere is not in a rest state.

There is still another important physical effect: heating. In the case of Earth, the light we receive from the Sun

dictates the whole thermal balance of the atmosphere and led to suitable conditions for developing life. It is also

the cause of the large scale circulation of the atmosphere, from Hadley cells to Walker circulation. We don’t expect

to find life on hot Jupiters, but their closeness to their parent star leads to a huge level of irradiation. The whole

treatment of radiative transfer is a very active field of research (see e.g., Amundsen et al. [2014]), out of the scope

of this thesis, and it must be dealt with properly because its effect on the dynamics are huge, as we will see later

in this section.

Finally, as obviously seen in the solar system, a planet is a rotating (almost) spherical body. It is then much more

convenient to express the above equations in a rotating frame of spherical coordinates. As in the case of a point

mass for classical mechanics, expressing the equations in the rotating frame of reference will lead to the emergence

of pseudo forces: the centrifugal and Coriolis forces. They are easily expressed as a function of
#»

Ω, the vector of

rotation of the planet and the position #»r on the planet:
#»

f centrifugal = −ρ #»

Ω ∧ (
#»

Ω ∧ #»r ), (2.6)
#»

f Coriolis = −2ρ
#»

Ω ∧ #»v , (2.7)

where
#»

f centrifugal and
#»

f Coriolis are the volumic centrifugal and Coriolis forces. Usually, centrifugal effects are incor-

porated in the gravity #»g as, at first order, they change the value of #»g but not its direction (this is less valid in the

mid and high latitudes but the influence of the centrifugal force is smaller there).

Finally, in spherical coordinates, the unit vector depends on the position (it is easily seen that the longitudinal

vector, which is always directed to the East in the rotating frame, is directed to the West for a fixed observer on

the other side of the planet). Therefore, the derivative of vector quantities will induce the arising of new terms,

the so called metric terms, that account for the infinitesimal changes of directional vectors with positions. Naming
#»e r, #»e φ and #»e λ the unit vector in the radial, meridional (directed to the North) and longitudinal (directed to the

East) directions respectively, one can show that:

D(u #»e λ)
Dt

=
Du
Dt

#»e λ +
u2

r
(tanφ #»e φ − #»e r), (2.8)

D(v #»e φ)
Dt

=
Dv
Dt

#»e φ − uv

r
tanφ #»e λ − v2

r
#»e r, (2.9)

D(w #»e r)
Dt

=
Dw
Dt

#»e r +
uw

r
#»e λ +

vw

r
#»e φ, (2.10)

where u, v, w are the components of the velocity in the zonal, meridional (also called longitudinal, latitudinal) and

radial directions respectively.

We can then summarize the equations of motions for a rotating atmosphere as follows:

∂u

∂t
+

u

rcos(φ)
∂u

∂λ
+
v

r

∂u

∂φ
+ w

∂u

∂r
− 2Ωv sin(φ) + 2Ωw cos(φ) +

1
ρr cos(φ)

∂p

∂λ
+
uw

r
− uv tan(φ)

r
= 0, (2.11a)
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∂v

∂t
+

u

rcos(φ)
∂v

∂λ
+
v

r

∂v

∂φ
+ w

∂v

∂r
+ 2Ωu sin(φ) +

1
ρr

∂p

∂φ
+
vw

r
+
u2 tan(φ)

r
= 0, (2.11b)

∂w

∂t
+

u

rcos(φ)
∂w

∂λ
+
v

r

∂w

∂φ
+ w

∂w

∂r
− 2Ωu cos(φ) +

1
ρ

∂p

∂r
+ g − u2 + v2

r
= 0, (2.11c)

∂ρ

∂t
+

u

rcos(φ)
∂ρ

∂λ
+
v

r

∂ρ

∂φ
+ w

∂ρ

∂r
+ ρ

(

1
r cos(φ)

∂u

∂λ
+

1
r cos(φ)

∂

∂φ
(v cos(φ)) +

1
r2

∂

∂r

(

r2w
)

)

= 0, (2.11d)

∂θ

∂t
+

u

rcos(φ)
∂θ

∂λ
+
v

r

∂θ

∂φ
+ w

∂θ

∂r
=
θ

T

Q̇

cp
, (2.11e)

p = ρRT, (2.11f)

θ = T

(

p0

p

)
R
cp

. (2.11g)

The first three equations of (2.11) are the development in the rotating spherical frame of the Newton’s second

law eqn.(2.2). Then eqn.(2.11d) is the continuity equation (2.1) and eqn.(2.11e) the energy equation exactly as in

eqn.(2.3). Finally, eqn.(2.11f) is just the ideal gas equation and eqn.(2.11g) links the thermodynamic variables we

have used.

It is worth noting that in this set of equations we did not take into account viscous effects. Although this may well

be a good approximation in the upper atmosphere, it is less obvious deeper. When the density becomes important

we would expect to find some stress due to viscosity opposing any movement. Numerically, Mayne et al. [2014b]

explains how it is dealt with in the UM, and we will go back to that point in the final chapters of this thesis.

The above set of equation is known for its difficulty to solve, and analytical solutions in 3 dimensions are very

scarce. Obtaining insight into the nature of the solution of the Navier Stokes equations has actually been chosen as

one of the Millenium problems by the Clay Mathematics Institute, with a reward of one million dollars. It is always

possible to solve these equations numerically: with a properly coded solver, with appropriate initial and boundary

conditions, numerical simulations can simulate flows evolving with time. This is basically what the UM does, by

way of millions of lines of code being developed by approximately a hundred full time workers. The problem is that

we lose the information of what is exactly going on in the physics and can only trust the numerical findings.

In that regard, it is essential to find some simplifications of the equations which can give an analytcial, physical

insight in the fluid dynamics. Both for local and global scale studies, simplified set of equations have been derived

that also conserve mass, energy and momentum, and allows for an easier approach of fluid dynamics. For planetary

application, the shallow water equations as well as the beta-plane approximations are particularly insightful, and

used extensively in chapter 7. We detail them in the next section.

2.1.4 Beta-plane approximation and shallow water equations

As said in Vallis [2006], the rotation of planets is of prime importance in the atmospheric dynamics but the sphericity

not always so, especially for local scale applications. In that regard, the use of a local cartesian plane, called the

tangent plane, often allows to simplify the equations while conserving the dominant physical mechanisms. If we
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also assume that we can neglect the components of
#»

Ω not aligned with the local vertical, which is often a good

approximation, then the momentum equations (2.11a)-(2.11c) greatly simplify to:

Du
Dt

− f0v = −1
ρ

∂p

∂x
, (2.12a)

Dv
Dt

+ f0u = −1
ρ

∂p

∂y
, (2.12b)

Dw
Dt

= −1
ρ

∂p

∂y
− g, (2.12c)

where f0 = 2Ω sinφ0 with φ0 the latitude where we considered the tangent plane. This set of equations forms the

f-plane approximations.

For global scale application, the f-plane is not satisfactory: the change of the Coriolis force with latitude is a driver

for many physical flows, and notably for the emergence of Rossby waves (see next section). This effect can be

approximated by allowing the f = 2Ω sinφ term to change at the linear order. Namely, at the first order:

f ≈ 2Ω sinφ0 + 2Ω(φ− φ0) cosφ0 = f0 + βy, (2.13)

where we have defined β = ∂f/∂y = (2Ω cosφ0)/a where a is the radius of the planet. Naming
#»

f = (f0 +βy)
#»

k with
#»

k the vertical unit vector and #»u = (u, v, 0) the horizontal velocity vector, the last equation of (2.12) is unchanged

but the first two can be written as:

D #»u

Dt
+

#»

f ∧ #»u = −1
ρ

#  »∇zp, (2.14)

where
#  »∇z is the horizontal gradient. This equation, associated with the vertical momentum equation of the f-plane

equations, form the beta-plane approximation. In chapter 7, we use an equatorial beta plane to detail analytically

wave processes in hot Jupiters.

Additionally, some dynamical processes relevant for planetary atmospheres can be well described with a restriction

to two dimensions: the vertical motions are often small compared to horizontal velocities. However, restraining to

a plane with no vertical velocity or stratification can be too simplistic. In that regard, there has been extensive

studies on the decomposition of a vertically stratified flow into consecutive layers of constant density. The sim-

plest form is then to consider a single layer, with a depth varying with position, atop a rigid surface or at least a

quiescent, denser layer (eventually allowing heat and mass transfers). When considering Earth’s atmosphere, the

bottom surface is set by the topography of the considered region of Earth which acts as a rigid surface, and the

upper surface is allowed to move freely. This constitutes the shallow water system. In giant planets, there is no such

rigid surface and we rather consider that the upper surface is the external radius of the planet, at constant r or z in

cartesian coordinates, and the bottom surface moves freely with no drag with the lower layer. as was done for exam-

ple in Showman and Polvani [2011]. This is equivalent to the shallow water approximation, as sketched on figure 2.1.

In this section we neglect the mass, heat and momentum exchanges between the upper and the lower layer but

a more complete treatment can be found in Showman and Polvani [2011], with the addition of a term in the
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z = R

H(x,y,t) H0

h(x,y,t)Fluid interface

ϱ = ϱ0

Quiescent layer

Dynamically active,

shallow water layer

Figure 2.1: Schematic representation of a shallow water system. The dynamically active fluid has a constant

density ρ0, an initial mean height H0 and a height that depends on position and time H(x, y, t). We define

h(x, y, t) = H −H0 as shown.

momentum equation and a term in the energy equation. In that restriction, it can be shown (for example in Vallis

[2006] pp.129-130) that the equations of motion write:

D #»u

Dt
+

#»

f ∧ #»u = −g′ #»∇h, (2.15a)

Dh
Dt

+ h
#»∇ · #»u = 0, (2.15b)

where the spatial derivative are only in the horizontal direction, #»u is the horizontal velocity,
#»

f = f
#»

k = 2Ω sinφ
#»

k

is the Coriolis parameter following the vertical unit vector and g′ = g(ρb − ρ0)/ρ0 is the reduced gravity taking into

account the density difference between the bottom layer ρb and the upper, active layer ρ0. The first equation is

simply the momentum equation in the shallow water system, and the second one is the mass conservation equation.

These two equations form the shallow water approximation, which can be a very good approximation for atmospheric

study as we will see in chapter 7. Notably, it allows for simpler derivation of certain wave processes, which we detail

in the next section.

2.1.5 Importance of waves in the dynamics

Even with simplified equations as for the shallow water or beta plane approximations, the non linearity of the

Navier Stokes equations prevents straightforward predictions. More generally, for physical flows, the existence

of solutions is ensured by nature, but predicting the evolution of any flow from the sole knowledge of its initial

conditions is today still out of reach. In that regard, the study of the linearised equations of motion allows for a

better grasp of the physics involved in planetary fluid dynamics, through the study of propagating waves. We re-

23



call in the next section the most important wave mechanisms for planetary fluid dynamics, inspired by Holton [1992].

Acoustic waves

As for an oscillatory rope, a wave in a planetary atmosphere is essentially the propagation of a perturbation (a swing

in the rope) with a restoring force transmitting the information (the stress of the rope). Setting aside electromagnetic

waves, in an atmosphere only three forces can lead to such oscillatory phenomenon: pressure forces, gravity and the

Coriolis force. The pressure forces simply lead to acoustic waves, as in other physical situations. They consist of

small perturbations of the density, and are longitudinal waves: they propagate in the direction of the compression

of the flow. Let’s consider the cartesian coordinates in two dimensions and assume that the pressure gradient is

dominating over rotation. If a small perturbation of pressure, δp, is triggered around an initial steady state at rest

with constant pressure P0, then the equation of motion in the first order, assuming the perturbation is small, can

be written as:

∂δu

∂t
= − 1

ρ0

∂δp

∂x
,

∂δv

∂t
= − 1

ρ0

∂δp

∂y
,

∂δρ

∂t
+ ρ0(

∂δu

∂x
+
∂δv

∂y
) = 0,

where δu, δρ and δv are the perturbation in the velocities and density in the two directions due to the perturbation

in pressure, and ρ0 the density of the initial state. There has been a long debate in the nineteenth century on the

nature of the acoustic waves, whether they induced adiabatic or isothermal perturbations, which is today settled

towards the adiabatic explanation. For adiabatic perturbations, we obtain a closure equation (assuming an ideal

gas for simplicity). As Pρ−γ is constant, where γ is the adiabatic index: ρ0δP − γP0δρ = 0. Therefore, taking the

derivative of the last equation with time gives:

ρ0

γP0

∂2δP

∂t2
,−∆δP = 0 (2.16)

which is the equation of a wave travelling at the speed cs =
√

γP0/ρ0 =
√
γRT0, called the sound speed. In a lot

of cases in planetary science, the motion of the fluid is slow compared to the sound speed. Then, the fluid can be

considered as incompressible: a perturbation in the density will be instantaneously smoothed away by sound waves,

that is considering that the sound speed is infinite. Even if the fluid has a characteristic velocity comparable with

the sound speed, as will be seen for hot Jupiters in the last chapters, incompressibility can still apply as the global

motion will mostly act as a Doppler shifting of the sound wave for an external observer (at the Equator, the Earth

spins faster than the speed of sound in the air). Acoustic waves are of more importance when there is an obstacle

in the flow or significant speed differences, eventually leading to shocks (see notably Fromang et al. [2016] for a

discussion on acoustic shocks in hot Jupiter).
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Gravity waves

As stated above, gravity can also act as a restoring force for propagating waves. They exist in planetary fluid

dynamics in the form of shallow water gravity waves or internal gravity waves. The best examples of shallow

water gravity waves are oceanic waves: the propagation of a perturbation between two fluids of different density.

The derivation of their dispertion relation is similar to that for an acoustic wave and one can show that they are

transverse wave: a parcel of fluid in the ocean moves vertically but the wave propagates horizontally. If H is the

height of the unperturbed fluid, one can show that they propagate at a constant speed

csw =
√

gH, (2.17)

called the shallow water wave speed (see discussion in Holton [1992] chapter 7.3.2). As stated by Holton, these

waves can actually propagate at more than 200m.s−1 if the wavelength is big enough and the ocean deep enough.

This is not a plausible solution for wind driven waves, but tsunamis, triggered by Earth quakes, can still be thought

of as extreme shallow water gravity waves. In a stratified atmosphere, it has been shown in Wu et al. [2000] that

in some cases one can decompose the propagating wave with the formalism of shallow water gravity waves and the

use of different effective heights. In that regard, shallow water gravity waves do have their importance in the study

of atmospheric dynamics.

The internal gravity waves on the other hand only exist in a stratified atmosphere, where density changes with

height. First, let’s assume a simple vertical displacement of a parcel in a hydrostatic atmosphere. The displacement

δz will verify the equation

D2

Dt2
(δz) = −g − 1

ρ

∂p

∂z
(2.18)

where p and ρ are the pressure and density of the parcel. In the following, we assume that the parcel adapts its

pressure instantaneously which, as stated by Holton [1992] or Vallis [2006], must be true if the parcel does not alter

the overall pressure field. Then dP/dz = −ρ0g with ρ0 the density of the environment and therefore:

D2

Dt2
(δz) = g

ρ0 − ρ

ρ
= g

θ(δz) − θ0(δz)
θ0(δz)

, (2.19)

where we have used the result from the ideal gas equation: the potential temperature is equal to 1/ρ times a

function of P only. As pressure adjusts instantaneously, the functions of P cancel in the fraction. Assuming an

adiabatic perturbation, from the definition of potential temperature it means that the potential temperature of the

parcel is conserved through its displacement, whereas the environment can be stratified in potential temperature.

Therefore: θ(δz) = θ0(0) and directly:

D2

Dt2
(δz) = −gdlnθ0

dz
δz . (2.20)

Naming N =
√

gdlnθ0/dz the Brunt-Väisälä frequency, or buoyancy frequency, the equation of motion of the parcel

simplifies to:

D2

Dt2
(δz) = −N2δz . (2.21)
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This equation is simply solved: if N2 is positive, then the parcel oscillates around its original position with a

characteristic frequency being the buoyancy frequency. If N2 is zero, the parcel is statically stable: it will simply

continue rising with its initial speed or stay still if it has no velocity. If N2 is negative, then the stratification

of the atmosphere is unstable: any rising parcel will continue its motion with an exponential increase in time,

with a characteristic growth timescale being
√

−N2. This is the case for convection in Jupiter, as will be seen in

section 2.2.2. Otherwise said, if the potential temperature increases with height, the atmosphere will be stable. If it

decreases, convection can take place. It must be noted that this applies for dry air, and moist convection, carrying

latent heat of water within the convective motion, does not verify the same equations.

This case of one dimensional buoyancy wave is very simplified: there is no reason a gravity wave could not propagate

in the horizontal direction as well. In this case, applying the same method of linear perturbation on a cartesian

plane (we choose not to consider one of the horizontal coordinates for simplicity), an equation for the vertical

perturbation speed w is obtain (as in Holton [1992], we could add a global mean horizontal wind in a general case

but restrict here to simpler considerations):

[(

∂2

∂x2
+

∂2

∂z2

)

∂

∂t2
+N2 ∂

2

∂x2

]

w = 0 . (2.22)

Seeking solution in the form w = Wexp[i(kx+mz − ωt)] we obtain the dispersion relation for gravity waves:

ω2 =
k2N2

k2 +m2
. (2.23)

We see that the phase of these waves depends on height, and in that regard they are called internal waves. As in the

1D case, the value of N2, hence the stratification of the atmosphere, determines whether gravity waves can become

unstable. If m = 0, hence no dependency on the phase with height, we recover the frequency of a vertical, non

propagating buoyancy wave but with a new horizontal dependency. We show the characteristic shape of a gravity

wave on Figure 2.2 inspired from Holton [1992] figure 7.9

An interesting aspect of gravity waves is that, contrary to simple 1D buoyancy wave, they can propagate energy

through great distances much larger than the oscillation of an individual parcel. Notably, they are thought to be

involved in the maintenance of the Quasi biennal oscillation (Holton and Lindzen [1972]), a periodic change in the

direction of the winds in the equatorial stratosphere with a period of about 2 years. Excited by convective overshoot

at the bottom of the atmosphere, gravity waves could propagate through the stratosphere and deposit their energy

to maintain this circulation. In gaseous planets, there are observations of oscillations on cycle of 4 years for Jupiter

and 15 years for Saturn (see e.g., Orton et al. [1991] and Fouchet et al. [2008]), which are thought to be similar

to the quasi biennal oscillations. Unfortunately, numerically speaking, it requires a very high resolution to account

properly for upward propagating gravity waves, and we are only getting to the point where we might resolve such

oscillations on global scale simulations of gaseous planets and brown dwarfs (the first simulation of this kind is

reported in Showman et al. [2018]). For hot Jupiters, the understanding of the acceleration of superrotation (which

we discuss in depth in the last chapters) rather involves internal Rossby and Kelvin waves. However, it has been

proposed that there should be a correction in the GCM studies of hot Jupiters because of the inaccurate treatment

of gravity wave and the energy they carry with low resolution [Watkins and Cho, 2010]. Finally, gravity waves can

also be altered by the effect of rotation, and discussion on this point can be found in any planetary hydrodynamics

text book.
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Figure 2.2: Ideal cross-section of an internal gravity wave, taken from Holton [1992], showing phases of pressure,

temperature and velocity perturbation. Thins arrows indicate the perturbation velocity field, blunt solid arrows

the phase velocity. Shading shows region of upward motion.

Kelvin waves

A particular type of gravity waves must be mentioned, as they are used extensively in chapter 7: Kelvin waves.

They arise in the considerations of shallow water waves, with a rigid boundary (for example, a coastal line or in

other words, a beach) and the presence of rotation, making the f-plane shallow water formalism particularly adapted

to study these waves. If we assume that this boundary is located at y = 0, harmonic solutions are not allowed

anymore and it is quite natural to look for waves with no meridional velocity perturbation, δv = 0 [Vallis, 2006]. In

the shallow water formalism, the amplitude of Kelvin waves is calculated in chapter 3.7.3 of Vallis [2006] for y > 0:

δu = e−y/LdG(x− ct), (2.24a)

δv = 0, (2.24b)

δh =

√

H0

g
e−y/LdG(x− ct), (2.24c)

where Ld =
√
gH0/f0 is the deformation radius, δh the height perturbation of the shallow water system and G the

initial perturbation that propagates at characteristic speed c. Clearly, these waves decay away from the boundary

on a typical lengthscale Ld and propagate to the East of the initial perturbation, as shown by the x − ct term.

There is a particular type of Kelvin waves which are equatorial Kelvin waves, and arise from the change of sign of

the Coriolis parameter at the equator, acting like a solid boundary. They are easily highlighted through the use of

the quasi geostrophic equations, as was done by Matsuno [1966] (we detail this paper and the decomposition into

different waves in the first section of chapter 7). These waves are known to have a major effect on the spin-up and
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equilibration of superrotation for hot Jupiter (Showman and Polvani [2011] or Tsai et al. [2014]), and we will study

their propagation and dissipation with care again in chapter 7.

Rossby waves

We finish our discussion on waves with those that are of most interest for large scale atmospheric processes: Rossby

waves. We first need to introduce the vorticity ω:

#»ω ≡ #»∇ ∧ #»v . (2.25)

From the Navier Stokes equations in a non rotating frame, and considering that all the external body forces can be

gathered into a term
#»

F , an equation for # »ωρ = #»ω/ρ is obtained (see e.g., Vallis [2006] chapter 4.2):

D # »ωρ

Dt
= ( # »ωρ · #»∇) #»v +

1
ρ3

(
#»∇ρ ∧ #»∇p) +

1
ρ

#»∇ ∧ #»

F . (2.26)

In the following, we assume that the curl of
#»

F is zero, which is verified in the rest of this thesis anyway. Then two

situations might arise: for barotropic flows, where ρ = ρ(P ), the gradients of P are colinear with the gradients of

ρ, hence the second term of the right hand side of equation (2.26) is zero and the equations simplifies to:

D # »ωρ

Dt
= ( # »ωρ · #»∇) #»v . (2.27)

If the flow is also incompressible, then # »ωρ can be changed by #»ω , the usual vorticity. From there, a few conservation

laws can be derived through the use of the Kelvin circulation theorem, which state the circulation around a closed

curve remains constant with time, and using that the circulation is the line integral of the velocity, hence the surface

integral of the vorticity. However, a general conservation law can be derived, both for barotropic and non barotropic

(baroclinic) flows. In a fixed spherical frame of coordinates, the velocity can be written #»v = #»v r +
#»

Ω ∧ #»r where #»v r

is the relative velocity in the rotating frame. Hence, similarly, one can define a relative vorticity # »ωr and an absolute

vorticity # »ωa related by: #»ωa = 2
#»

Ω + #»ω r. Then, for adiabatic, inviscid flows, it can be shown in the general case that

there is a conservation law for potential vorticity (we refer the reader to Vallis [2006] or Holton [1992] for further

details):

D
Dt

( #»ωa,ρ · #»∇θ) = 0, (2.28)

where #»ωa,ρ = #»ωa/ρ and θ is the usual potential temperature. Therefore, the potential vorticity of a parcel of fluid

in an unforced, inviscid atmosphere is always conserved, as was first realised by Rossby [Rossby, 1936]. This is the

phenomenological origin of Rossby waves.

For a barotropic flow on a beta-plane, the potential vorticity is simply the absolute vorticity, and the conservation

of absolute vorticity writes:

D
Dt

(ξ + βy) = 0, (2.29)

where ξ =
#»∇ ∧ #»u is the curl of the horizontal velocity. Therefore, suppose that there are some displacement

around an initially stationary material line, the northward displacements will lead to the generation of negative
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relative vorticity whereas the southward displacements will generate positive vorticity perturbations. The existence

of Rossby wave is therefore inherent to the variation of the Coriolis parameter with latitude: if β were 0, only the

global vorticity would be conserved and northward or southward displacement would not alter vorticity locally.

The dispersion relation of Rossby waves is easily obtained by linearising equation (2.29) for an incompressible flow,

as in Vallis [2006] chapter 5.7.1. Using the streamfunction ψ defined as:

u =
∂ψ

∂y
and v = −∂ψ

∂x
, (2.30)

and looking for plane wave solutions ψ = ψ̃exp(i(kx+ ly − ωt)), non trivial solutions are obtained when

ω = Uk − βk

K2
, (2.31)

where U is the background horizontal velocity (if any) and K2 = k2 + l2. It is also easily verified that the

perturbation of u and v have perpendicular phases, hence when δu is maximum δv is 0 and conversely. This leads

to the rotating aspect of the Rossby waves: as stated above, small displacement generate vorticity, hence rotating

fluids. More generally, for an initial perturbation of finite scale, one can link the perturbation of the velocity to the

gradient of pressure, and obtain the classical view of Rossby waves as rotating clockwisely around a maximum of

pressure in the Northern hemisphere and inversely in the Southern hemisphere, because of the change of sign of the

Coriolis parameter. Phenomemologically, it is only another representation of the conservation of potential vorticity.

Notably, the potential vorticity conservation in the shallow water system on a beta-plane can be written as:

D
Dt

(

ξ + βy

h

)

= 0 . (2.32)

From this expression, we recover the connexion between the gradients of relative vorticity ξ and pressure or tem-

perature, represented by the height h in the shallow water system.

On Earth and rapidly rotating planet, Rossby waves are mostly generated in the region where the gradient of the

Coriolis parameter is the strongest: the mid latitudes. As shown in Vallis [2006] chapter 12 and particularly Figure

12.3, this has stringent effects on the global motion of the atmosphere: one can link the propagation of Rossby waves

to a convergence of Eastward momentum, due to stirring of the lines of relative vorticity, and the dissipation of

these same waves to a region of divergence of momentum. In other words, Rossby waves carry westward momentum

that they deposit when they break. This is one of the causes of the Eastward jet in the mid latitudes of the Earth’s

stratosphere, and of the alternating Eastward and Westward mid latitudes jets on both Jupiter and Saturn. On

hot Jupiter though, this phenomena is not thought to occur. Because of the slower rotation, Showman and Polvani

[2011] have shown that the radius of deformation of Rossby waves is of the order of the size of the planet: Rossby

wave do propagate, but they don’t break at the equator or pole as on Earth. Their impact on global motions of the

atmosphere is more subtle, and detailed in depth in Showman and Polvani [2011], inspired mainly form Matsuno

[1966], Gill [1980] and Wu et al. [2001]. Based on this theoretical framework, the work of this thesis regarding

atmospheric dynamics of hot Jupiters extends the understanding of propagation and decay of Rossby waves, in

order to assess the phenomena leading to the equatorial superrotation of hot Jupiters. This is the point of the last

chapters, and we have now detailed all the necessary fundamental background.
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2.2 Structure of a giant planet

2.2.1 The gravitational moments

The other work in this thesis is the derivation of the structure of Jupiter. In order to constrain the interior of a

giant planet, one needs external observable quantities that relate to the density structure of the planet. One of

such quantities are the gravitational moments. Basically, a satellite orbiting the planet will have a trajectory that is

different from the perfect ellipse predicted by Kepler’s law if Jupiter was a point mass. The measurement of these

differences are the proxy to evaluate the planet’s gravitational field. Let’s consider a spherical frame of coordinates

with the planet at the center, r is the distance from the center of the planet, θ is the angle from the rotation axis

of the planet defined as 0 in the equator (the latitude) and φ the longitude. The gravitational potential felt by a

satellite exterior to the planet can be expressed as:

φ(~r) = −
∫ R

0

∫ π/2

−π/2

∫ 2π

0

Gρ(~r)

||~r − ~r′||
r′2 sin(θ′)dφ′dθ′dr′, (2.33)

where ~r is the vector to the satellite, ~r′ is the vector to a point (r′, θ′, φ′) of the planet, ρ(~r′) is the density of the

planet at (r′, θ′, φ′), G is the gravitationnal constant and R is the radius of the planet (which could actually be any

celestial object). We can write:

1

||~r − ~r′||
=

1
r

1
(

1 +
(

r′

r

)2

− 2
~r · ~r′

r

) =
1
r

1
(1 + x2 − 2x cos(λ))

, (2.34)

where x = r′/r and λ is the angle between ~r and ~r′. Because x < 1 we recognise the generating function of the

Legendre polynomials:
1

||~r − ~r′||
=

1
r

∞
∑

k=0

(

r′

r

)k

Pk(cosλ) . (2.35)

With the use of the cosine rules in spherical geometry, we have:

cosλ = cos θ cos θ′ + sin θ sin θ′ cos(φ− φ′) . (2.36)

We can define the origin of the longitude to be at the point where the satellite is, so φ = 0 and cos(φ−φ′) = cosφ′.

Now there is a convenient formula for the Legendre polynomials, which is only valid if 0 < θ, θ′ < π. To be

completely rigorous we would either need to change the latitude by the colatitude or to separate the hemispheres,

but we will later use North-South symmetry so we can consider this inequality to be valid. The formula yields:

Pk(cos θ cos θ′ + sin θ sin θ′ cosφ′) = Pk(cos θ)Pk(cos θ′) + 2
∞
∑

m=1

(−1)mPm
k (cos θ)P−m

k (cos θ′) sinmφ′ . (2.37)

For now we will make the assumption that the planet has an axial symmetry, so ρ doesn’t depend on the longitude.

Then in the integral on φ′, the terms in the sum of eqn.(2.37) will be zero. Only a 2π will emerge from the cosine

terms, not depending on φ. We will also make the assumption that the planet is symmetric around the equator

(North-South symmetry), so we can only integrate from 0 to π/2 and only the even Legendre polynomials will be

non zero. By naming µ = cos θ and same for µ′ we finally get from eqn.(2.33):
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φ(~r) =
∞
∑

k=0

−4πG
r

P2k(µ)r−2k

∫ R

0

∫ 1

0

ρ(~r′)r′2k+2P2k(µ′)dµ′dr′ . (2.38)

In the k = 0 term we simply recognize the integral over the planet of the elementary mass, so the total mass of the

body M . The other terms can’t simplify. In order to compare with the satellite measurements, we usually project

on the Legendre polynomials and define D2k = −4π
∫ R

0

∫ 1

0
ρ(~r′)r′2k+2P2k(µ′)dµ′dr′. The dimensionless form of the

Dk yields the definition of the gravitational moments of the planet:

J2k =
D2k

MR2k
= − 4π

MR2k

∫ R

0

∫ 1

0

ρ(~r′)r′2k+2P2k(µ′)dµ′dr′ . (2.39)

All in all, the planet’s gravitational field writes:

φ(~r) = −GM

r

(

1 −
∞
∑

k=1

J2k

(

R

r

)2k

P2k(µ)

)

. (2.40)

A satellite orbiting e.g. Jupiter will be able to measure these gravitational moments, and we know their analytical

expression. So we just need to be able to calculate them from interior models of Jupiter and compare them with

observations. Unfortunately, this calculation is far from easy, and is the point of chapter 3. We just states here

that it needs to assume hydrostatic balance, which directly relates the pressure p, the density ρ and the potential

inside the planet U (which is the sum of the gravitational potential and the rotationnal potential and possible tidal

potentials when the moons are taken into account):

∇p = ρ∇U (2.41)

This is the direct equivalent of eqn.(2.5), but eqn.(2.5) is a simplification of the atmosphere behaviour whereas

eqn.(2.41) is a very good representation of the stratification inside the planets. We discuss this is section 2.2.3.

2.2.2 Why are giant planets convective?

The knowledge of the gravitational moments of a planet is not sufficient to constrain its interior. We are indeed

trying to solve an inverse degenerate problem, with multiple interior structures that could reproduce the same value

of the gravitational moments. Additional information must be derived from other information regarding the planet.

Before the 1960’s giant planets were thought to be solid, cold conductive bodies. However, with the observations

of Low [1965], it was understood that giant planets possess an internal flux of heat. On Jupiter, it accounts for 1.6

times the flux the planet receives from the sun. This flux alone would give to the planet an effective temperature

of ∼ 120K. We show in this section why this internal flux imposes the need for Jupiter to be a convective hot fluid.

This section gathers ideas and equations from Hubbard [1968], Stevenson and Salpeter [1977a], Kippenhahn and

Weigert [1990], Hansen and Kawaler [1994] and Guillot et al. [1994] at the least. Hydrostatic balance is assumed,

and justified in the following section.
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In order for Jupiter to radiate its internal flux, as observed by Low [1965], there must be a physical process of heat

transport inside the whole planet. Assuming that no nuclear reaction take place in Jupiter (which will be validated

by the following calculation), Jupiter’s luminosity can only come from its energy of formation: the planet cools

and contracts to balance the radiative losses of energy at the photosphere (naive estimates can show that Jupiter

would need to contract by ∼ 2mm per year if the whole internal flux comes from gravitational contraction). The

transport of heat inside Jupiter can be ensured by three physical mechanisms: radiation, conduction and convection

(as will be shown later, convection in Jupiter can be assumed as an adiabatic process). To determine which process

is dominating, the stellar and giant planets community often introduces the radiative, conductive and adiabatic

logarithmic gradients:

∇rad =
(

dlnT
dlnP

)

rad

,∇cond =
(

dlnT
dlnP

)

cond

,∇ad =
(

dlnT
dlnP

)

ad

. (2.42)

These gradients represent the temperature-pressure structure that the planet would have if only radiation, diffusion

or convection transported heat. For example, if ∇rad ≪ ∇cond ∼ ∇ad, an increase in the pressure would lead to

a much larger increase in the temperature if heat is transported by diffusion or convection rather than radiation.

Therefore, radiation is much more efficient at transporting heat, and the temperature stratificiation of the planet

will be very close to the radiative temperature profile, slightly altered by conductive and convective processes. In

this section, we thus want to determine the relation orders between these three gradients (or equivalently, the usual

temperature gradients set by each process), to determine which one is the smallest hence what process is controlling

the temperature stratification of the planet.

Radiative flux

Let us first consider the case of radiation, carried by photons. We introduce the optical depth τν(r), which is

a measure of the absorbtion at a given depth and frequency ν. Namely, τν = −
∫ r

0
κν(r)ρdr where κν is the

absorption of the medium at frequency ν. If some light at frequency ν penetrated perpendicularly and was only

absorbed through a medium of size L, hence no emission occured at this frequency, we can link the incoming and

outcoming intensity of the light: Iout = Iine
−τν (L). It can be shown, see notably Hansen and Kawaler [1994] chapter

4.1, that in the limit of high optical depth (τν ≫ 1 hence far from the surface of the planet or the star) and assuming

local thermodynamic equilibrium, the flux transported by radiation at frequency ν and optical depth τν is:

Fν =
4π
3
∂Bν(T (τν))

∂τν
, (2.43)

where Bν is the planck Function:

Bν(T ) =
2hν3

c2

1
ehν/kBT − 1

erg.cm−2, (2.44)

with h the Planck’s constant, c the speed of light and kB the Boltzmann constant. Using the definition of τν :

dτν = −κνρdr. Expanding the derivative of Bν with respect to r as a derivative with respect to T , through dT/dr

and finally introducing the Rosseland mean opacity κ:

1
κ

=
[∫ ∞

0

1
κν

∂Bν

∂T
dν
] [∫ ∞

0

∂Bν

∂T
dν
]−1

, (2.45)
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we obtain for the total flux, integrated over frequencies:

F(r) = −4π
3

1
κρ

dT
dr

∫ ∞

0

∂Bν(T )
∂T

dν . (2.46)

Finally, the integral over the frequency of the Planck function is known, and the integral in the above expression is

simply equal to acT 3/π, where a = 8π5k4
B/(15c3h3) is the radiation constant. We then obtain the radiative flux:

Frad(r) = −4ac
3

1
κρ
T 3 dT

dr
. (2.47)

The really interesting aspect of this expression is the dependence on dT/dr: it is reminiscent of the Fourier’s law

of conduction.

Convective flux

More precisely, the flux of heat carried by conduction is:

Fcond(r) = −λdT
dr
, (2.48)

where λ is the thermal conductivity. Redefining:

κcond =
4acT 3

3λρ
, (2.49)

the conductive flux of heat can be written as:

Fcond(r) = −4ac
3

1
κcondρ

T 3 dT
dr

. (2.50)

Total diffusive flux

Therefore, conduction and radiation can be coupled into a "diffusive flux", that takes into account diffusion by

radiation and thermal diffusion:

Fdiff(r) = −4ac
3

1
κtotρ

T 3 dT
dr
, (2.51)

with

1
κtot

=
1
κrad

+
1

κcond
. (2.52)

This is particularly useful as it allows to determine directly which phenomenon is mostly carrying the flux when

convection is ignored. If the radiative opacity is much larger than the conductive opacity, κtot ≈ κcond then the

majority of the flux is carried by conduction. Said differently, the thermal gradient that would be imposed by

radiation is too high to be sustainable: conduction is more efficient, and will reduce the thermal gradient.

It must be noted that, if conduction is the leading mechanism, then one can estimate the central temperature Tc

of the planet. As the flux is constant (no heat production):
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Tc ≈ T0 + Fext
RJ

λ
, (2.53)

where Fext is the external flux as observed by Low [1965]. Following Hubbard [1968], the conductivity of metallic

hydrogen, that composes most of the interior of the planet (see below), is at the first order λ ≈ 103W.m−1.K−1.

This yield a central temperature of ∼ 105K. The central pressure of a self gravitating, hydrostatically balanced

(see next section) celestial body is well approximated by Pc ≈ 0.1GM2/R4 where G is the gravitational constant,

M the mass of the object and R its radius. For Jupiter, this gives Pc ≈ 1012Pa = 10Mbar. With any equation

of state for hydrogen, at these temperatures and pressure hydrogen is in a fluid form, and not a solid form. This

has two consequences: the thermal conductivity would be lower, implying an even hotter central temperature, and

convection cannot be ignored.

Convective flux

We are now left with the calculation of the convective gradient, which is more subtle. We can picture it this way:

contrary to the gravity wave case, a parcel that is displaced adiabatically will be unstable and continue rising (or

sinking) on large distances. Assuming it rises on a distance l and with a speed w, the convective flux simply is the

amount of energy it deposits at dissolution:

Fconv = ρwcP∆T, (2.54)

where cP is the specific heat at constant pressure and ∆T the temperature difference between the parcel and its

surroundings when mixing. We must then calculate both w and ∆T .

Let’s consider that the medium has a stratification in temperature T (P ) or T (r), probably due to diffusive processes.

We will consider that a parcel which is moved adiabatically adjusts instantaneously to the surrounding pressure,

which corresponds to saying that the hydrodynamic timescale is much less than the diffusion timescale (which is

the case in Jupiter). Therefore, at the altitude r + dr, where r is the original position of the parcel and dr its

displacement, the temperature of the parcel will be T ′(r+dr) = T (r)+(dT/dr)addr where the "ad" subscript means

adiabatic, whereas the surrounding temperature is T (r + dr) = T (r) + (dT/dr)dr. As the pressure of the parcel

and its surrounding are equal, the difference in density of the parcel only depends on the difference of temperature:

if the temperature of the parcel is higher, the density will be lower and the parcel will experience a net buoyancy

force directed upwards. Then, if the parcel is displaced upwards (dr < 0), the parcel will keep rising if T ′ > T or:

(

dT
dr

)

ad

dr >
(

dT
dr

)

dr,

hence
(

dT
dr

)

ad

<
dT
dr

. (2.55)

With some simple transformations, it is easily shown that this is equivalent to ∇ > ∇ad where ∇ = dlnT/dlnP .

From there, Hansen and Kawaler [1994] in chapter 5.1.2 show that the evolution of ∆T = T ′ − T can be written as
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follows:

D∆T
Dt

=
((

dT
dr

)

ad

− dT
dr

)

w − νT

l2
∆T, (2.56)

where νT is the thermal diffusivity. This is easily understood phenomenologically: if the surrounding gradient was

the adiabatic gradient, the temperature difference would not change when the parcel rises, and the parcel would

just keep rising with its initial velocity. The first term on the equation simply expresses the rate of change of the

temperature difference because of the surrounding temperature structure of the planet. The second term represent

the diffusive leakage: on a distance l, the thermal diffusivity smoothes away the temperature difference with a

characteristic time νT /l
2.

In a similar manner, the evolution of the velocity of the parcel w is driven by the buoyancy forces:

Dw
dt

=
ρ− ρ′

ρ
g . (2.57)

Introducing the thermal expansion Q = − (dlnρ/dlnT )P it is easily rewritten as:

Dw
Dt

=
Qg
T

∆T . (2.58)

Finally, a combination of the Equations (2.56) and (2.58) would yield a second order differential equation, hence

∆T and w ∝ eσt where σ is defined by the relation:

σ2 + σ
νT

l2
+N2 = 0, (2.59)

where N2 is, as in the case of gravity waves, the Brunt Väisälä frequency defined here as:

N2 = −Qg
T

((

dT
dr

)

ad

− dT
dr

)

. (2.60)

In the case of efficient convection, when the diffusive losses are small, it is quite clear that convection happens when

N2 < 0, and we again obtain that the temperature gradient in the atmosphere must be larger than the adiabatic

temperature gradient for convection to occur. Additionaly, the assumptions of the mixing length imposes that the

parcel dissolves after travellind a distance l. If σ is real and positive, this basically states that dissolution is limiting

the exponential increase of w and ∆T , which must then occur on a time 1/σ. Now we can therefore evaluate an

order of magnitude for w:

w ≈ σl, (2.61)

which is the characteristic distance over the characteristic time.

For ∆T , we recall that the time evolution of w and ∆T is in the Lagrangian framework, so DT/Dt = σT . Hence,

using equation (2.56) and with a bit of straightforward transformations:

∆T =
σ2lT

Qg . (2.62)
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We can now compute the convective flux. In the limit of no diffusion, σ =
√

−N2 and using equations (2.54), (2.60),

(2.61) and (2.62):

Fconv =
ρcPl

2Tg1/2Q1/2 (∇ − ∇ad)3/2

H
3/2
P

, (2.63)

where HP is the pressure scale height, which allows to change the gradient to the logarithmic gradient: dT/dr =

−(T/HP)dlnT/dlnP = −(T/HP)∇. Therefore, for convection to transport a heat flux F , the logarithmic thermal

gradient in the planet ∇ must be greater than the adiabatic gradient ∇ad. The problem of the theory is obvious

in the definition of Fconv: what is the value of l? Unfortunately, there is no theoretical, absolute answer to this

question, and this value must be chosen with other a priori knowledge (usually, it is a fraction of the pressure scale

height as this is the scale on which thermodynamic quantities are properly estimated as constant). In the case of

low diffusion, as noted by Hansen and Kawaler [1994], this problem is less stringent as a whole range of l will still

imply a small departure from the adiabatic gradient.

Heat transport in Jupiter

With this theoretical framework, we can now answer the question: what is the leading heat transport phenomenon

in Jupiter? We have obtained three heat fluxes, all expressed as a function of the thermal gradient in the planet.

Our question is therefore equivalent to: which of the heat transport process yields the minimal temperature gradi-

ent for carrying the internal flux of Jupiter? This question is highly non trivial, and we answer it with theoretical

studies starting in the 1960’s.

In molecular Hydrogen, hence in the outermost part of the planet, Stevenson and Salpeter [1977a] have shown that

the Rosseland opacity is much smaller than the conductive opacity. In that regard, heat transport by diffusion

can be neglected, and the competition is between radiation and convection. In the atmosphere, where the optical

depth is low, radiation is the leading heat transport mechanism but the equations we have derived in this section

are not applicable. The issue of radiative transfer in atmospheres is a complicated one, as is noted in the exoplanet

community (see notably Amundsen et al. [2014] and Amundsen et al. [2016] in the case of the Unified Model), and

we will not enter into the details. Our main interest here is to understand the temperature-pressure structure from

the bottom of the atmosphere, where τ & 1 to the centre of the planet.

The extensive discussion in the thesis of Stevenson [1976] shows that there can only be a radiative window in

Jupiter for temperatures between 400 and 700K, and Stevenson and Salpeter [1977a] conclude that a small amount

of heavy elements, increasing the radiative opacity, would probably erase the possibility of a radiative window.

This possibility was made contemporary again in Guillot et al. [1994]: the new calculations of opacities at that

time allowed the refinement of the radiative gradient and comparison to the adiabatic gradient. Rearrangements of

Equation 2.47 performed in Hansen and Kawaler [1994] show that:

∇rad = −L(r)
4πr2

3ρP
4πacT 4

κrad

(

dP
dr

)−1

, (2.64)
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whereas the adiabatic gradient is simply ∇ad = (dlnT/dlnP )S=cte, with S the specific entropy. Assuming that

the luminosity is constant throughout the molecular hydrogen region, so the outgoing flux is the observed internal

flux, one can estimate both these gradients through the use of an equation of state. It was performed with the

SCvH equation of state Saumon et al. [1995] in Guillot et al. [1994], and they observed indeed that some regions

of the planet exhibited ∇rad < ∇ad: a part of the outermost layers of Jupiter could be radiative (above ∼ 97% of

the radius). However, further improvements on the opacities and especially on the shape of the absorption rays of

heavy elements (mostly due to observations of browns dwarfs, see Burrows et al. [2000] and Guillot et al. [2004])

have confirmed the original proposition of Stevenson and Salpeter [1977a]: there cannot be a radiative window in

the external part of Jupiter if the abundance of heavy elements is at least solar. As it happens, the abundance

of heavy elements is largely super solar in the outer layers of the planet: the molecular region of Jupiter is convective.

Deeper in the planet, at higher temperature, the increasing abundance of free electrons increases the opacity notably

of H−

2 and H−, and in any case radiative gradients become greater than convection gradients: convection is the

leading mechanism. If one follows the adiabatic gradient from the observed value of 165K and 1 bar in the deep

atmosphere by Galileo, the density at 1Mbar is of the order of 0.8g.cm−3. This leads to a mean interatomic distance

which is:

ad =
(

3mH

4π

)1/3

ρ−1/3 ∼ a0, (2.65)

with mH the mass of an hydrogen atom and a0 is the Bohr radius. Therefore, the mean interatomic distance if of

the order of the size of an atom: the orbitals of the electrons of hydrogen overlap. As was first intuited by Wigner

and Huntington [1935], and confirmed since by numerous theories and claimed by some experiments (Saumon et al.

[1995] for example on the theoretical side and Knudson et al. [2015], Celliers et al. [2018] for the experiments),

hydrogen becomes similar to a metal in these conditions (justifying its classification in the alkali metals column of

the Mendeleev table). This pressure and density occur at a depth of about 10000km: the inner 90% of Jupiter are

composed of metallic, monoatomic hydrogen, and not dihydrogen.

Within metallic hydrogen, the radiative opacity becomes extremely large as the absorbtion from the free electrons

is very effective. On the other hand, the thermal conductivity strongly increase, hence the conductive opacity

dominates the total opacity. According to Stevenson and Salpeter [1977a], this conductivity can be approximated

by:

λ = 0.3ρ1/3cm2.s−1. (2.66)

Nonetheless, the work of Hubbard [1968] and Stevenson and Salpeter [1977a] show that the adiabatic gradient is

much less than the diffusive gradient: the internal heat flux observed at the surface is transported throughout the

planet by convection. Discussions on the temperature of melting of hydrogen also show that the thermal structure

obtained are compatible with a fluid state for hydrogen, necessary to ensure convection.

Therefore, estimates of the heat transport mechanisms, coupled with the microphysics of molecular and metallic

hydrogen, have led us to the picture of a mostly convective planet. Additionally, within the limits of the mixing
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length theory which we have used to derive the convective flux, any reasonable estimate shows that convection is

very efficient at transporting Jupiter’s internal heat flux. In other words, the actual temperature gradient is very

close to the adiabatic temperature gradient, and the thermal losses are only a negligible correction to the adiabatic

gradient. In the absence of heat generation within convective zones (no nuclear processes nore latent heat gener-

ation), the convection can be considered as both adiabatic and reversible. Hence, in a very good approximation,

the convective zones in Jupiter are isentropic (this is also true in the convective regions of star, see notably the

extensive discussion on departure from usual mixing length theory and adiabatic gradients in Ireland and Browning

[2018]).

Still, Jupiter could be composed of a fluid, outer convective molecular hydrogen and an inner, solid diffusive core.

The core would be close to isothermal, transporting almost no flux and the luminosity of Jupiter would only arise

from the convective transport through the outermost region. The condition for this to happen is that equations of

state allow for a solid inner core (a solid hydrogen core is today excluded but minor constituents can gather into

a smaller core in the very centre of the planet), and it would have strong implication on the cooling of the planet.

Indeed, as less mass is available for carrying the convective flux in a case of a partially convective planet than in

the case of a completely convective planet, the loss of internal energy (neglecting contraction) from luminosity can

be written as:

L = −dU
dt

≈ MavCv
dT̄
dt
, (2.67)

where L is the luminosity, U the internal energy, Mav the available mass for convection, T̄ an estimate for the mean

temperature of the planet and Cv the specific heat at constant volume, supposed constant through the planet. This

yields a characteristic cooling time scale (at a given luminosity):

τcool ≈ 1
L
MavCvT̄ . (2.68)

Clearly, a smaller available mass yields a shorter timescale for the cooling of temperature, assuming that the lumi-

nosity is constant between the two models (at any rate, the present luminosity is the observed luminosity).

This picture of a fully convective Jupiter with eventually a small core persisted through a good part of the 20th

century, from the papers of Peebles [1964] and Hubbard [1968] to the models of Chabrier et al. [1992], where multi

layers models of the planet were introduced for the first time (although the idea was inherent to the two papers of

Stevenson and Salpeter in 1977). In chapter 4 however, we are showing that the improvements on observations and

theory have changed our understanding of the planet, towards a more complicated structure: some regions must

exhibit a strong departure from an isentropic structure. The convective zones of the planet remain isentropic, as

we have seen, but the value of the specific entropy changes within the planet. Hydrostatic balance, on the other

hand, remains a very good approximation in the whole planet, as we show in the next section.

2.2.3 Hydrostatic balance

Hydrostatic balance, or equilibrium, is used almost ubiquituously in geophysics and astrophysics. The underlying

idea is that, in a state of rest, there is a differential force between two parcels of material at different height because
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of the change in the gravity field. This force must be compensated by another one to prevent the collapse of the

fluid: the pressure forces. The downward increasing gravity creates an increase in the pressure, hence an outward

force from the high pressure fluid to the low pressure fluid. Let’s take two simple examples. First, the Earth’s

atmosphere. Because of its small mass compared to the planet (. 10−6× the mass of the Earth), we can neglect its

self-gravity and suppose that the gravity field is generated by the terrestrial materials only. Hence, studying a small

region of Earth so that Cartesian coordinates are a good approximation, the gravitational acceleration (neglecting

rotation) writes:

~g(x, y, z) = − GM⊙

(R⊙ + z)2
~k, (2.69)

where (x, y, z) are the local cartesian coordinates, G the gravitational constant, M⊙ and R⊙ the mass and radius of

Earth respectively and ~k is the vertical unit vector directed away from the Earth. As the size of the atmosphere is

∼ 100km, one 60th of the Earth radius, |~g| can be considered as constant as a good approximation. Taking a slice

of the atmosphere (Figure 2.3) of section S, vertical extent dz and density ρ, the gravitational force ~Fg exerted on

the slice is ~Fg = m~g = −ρSdzg~k and the differential pressure force is ~Fp = (Sp(z) − Sp(z + dz))~k. In order for the

slice of atmosphere to be stable, the forces must cancel and we obtain the hydrostatic balance:

dp
dz

= −ρg . (2.70)

Now, if we assume that the variations of temperature are small compared to the variation of pressure (which is a

good approximation close to the surface), with the ideal gas equation P = ρRT we obtain:

P = P0e
−gz/RT , (2.71)

where P0 is the surface pressure. In the limit of hydrostatic balance, the pressure stratification of the atmosphere

exhibits a characteristic height of variation H ∼ RT/g ≈ 8km. This explains the change in pressure with altitude

and the need to adapt when climbing summits, and is a very good approximation in the first layers of the Earth’s

atmosphere.

z+dz

z

P(z+dz)

P(z)

mg

Figure 2.3: Hydrostatic balance: the pressure gradient must compensate the gravity exerted on the selected slice

of the atmosphere.
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Hydrostatic balance also applies for rocky bodies such as asteroids or terrestrial planet. The gravitational force

depending only on the radial coordinate, gravity tends to form only spherical structures, with properties such as

density depending only on the radial distance from the centre. As can be seen in the solar system, there exists a

plethora of non spherical small bodies, but only spherical planets (neglecting the deformation due to rotation). This

shows that when dust particles conglomerate to form pebbles and eventually asteroids, planetesimals and planets,

there is a minimum size (or mass?) when gravity becomes the dominant force compared to the structural cohesion

of the objects.

Such objects, exhibiting an almost spherical shape, are then considered to be in hydrostatic balance. The Inter-

national Astronomical Union’s definition of a planet actually requires that it is a celestial body in hydrostatic

equilibrium. In the solar system, the smallest body confirmed to be in hydrostatic equilibrium is the dwarf planet

Ceres, with a radius of 945 km, whereas the largest body known to not be in hydrostatic equilibrium is the icy moon

of Saturn Iapetus, at 1,470 km, showing that different composition of asteroids lead to different internal stresses

that oppose gravitational forces.

Finally, hydrostatic balance also applies in the interior of giant planets. To be stricto censu applicable, there would

need to be no wind acceleration whatsoever in giant planets. This is impossible, as we have shown above that Jupiter

is dominated by convective motion, and the outgoing or ingoing convective plumes must turn over eventually. How-

ever, if the planet is in a globally equilibrated state (a planet is never truly in equilibrium as long as it radiates

more flux than it receives from the sun), then the internal motions must average out overall. In that case, although

locally this assumption can break, we have globally dP/dr = −gρ. This does not prevent the emergence of winds,

but it supposes that this balance is instantaneously recovered if there is the slightest change: the pressure structure

smoothes away any deviation. Said differently, any local perturbation will always be at the pressure of its sur-

rounding, and other thermodynamic quantities (density and temperature mainly) will adjust more slowly. Globally,

it means that the speed of sound is much larger than any other characteristic velocity in the interior of giant planets.

Hydrostatic balance in giant planets can be understood further. Let’s assume that the gravity acceleration is not

compensated by the pressure gradients. Necessarily, the winds are the only other phenomena that can prevent

the star from collapsing (see the Navier-Stokes equation for the vertical momentum). With order of magnitude

estimates, one would obtain that the global vertical motion must be, in absolute value, of the order of a few km.s−1

to ensure equilibrium. The question is: what is the physical mechanism sustaining such winds? Any reasonable

viscous or energetic timescale study would lead to the dissipations of such winds much quicker than a billion years

(see e.g., the timescale approach in the first chapters of Kippenhahn and Weigert [1990]). In Jupiter, we have

shown that if the heat flux is transported by diffusion, the central temperature is less than 105K, if it is trans-

ported by convection then the wind speed is of the order of a few cm.s−1 leading to a central temperature of the

order of 104K (similar estimate is obtained by a naive application of the Virial equation, assuming that the kinetic

energy is only due to thermal motions). If the winds must reach km.s−1 values and heat transport is ensured by

convection, the central temperature would be further decreased. At any rate, such a low temperature gradient in

the planet cannot accelerate these winds. Finally, if there were global breaking of hydrostasy, it cannot be spher-

ically symmetric or we would see global oscillations of Jupiter to conserve the mass. One would therefore need to
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explain how to sustain extremely asymmetrical motions in Jupiter without forcing terms nor observational evidence.

To conclude, we stress that the hydrostatic equilibrium is therefore a global, average property, used as an excellent

approximations in many cases. As in Kippenhahn and Weigert [1990], let’s assume a perturbation from hydrostatic

equilibrium in equation 6.1c. If pressure terms were negligible, we obtain a characteristic time of free fall of Jupiter

under gravity:

tff ≈
√

RJ

g
(2.72)

Similarly, we can define an explosion timescale over which a parcel would be expelled if gravity were to disappear.

It is mainly the speed of sound integrated over the whole planet:

texpl ≈ RJ

√

ρ̄

P̄
(2.73)

where ρ̄ and P̄ are the mean density and pressure. A simple view of hydrostatic equilibrium states that the free fall

and explosion timescales must be comparable: a perturbation that falls under the effect of gravity must be restored

by pressure forces on similar timescales. Using the external value for g = GMJ/R
2
J as a proxy, this leads to the

definition of the hydrodynamical timescale:

thydro ≈
(

R3

GM

)1/2

(2.74)

For Jupiter, this timescale is about 30 minutes. Therefore, if the planet is in hydrostatic equilibrium, a perturbation

will be smoothed away in an hour. This is much less than any other timescale we will study for the evolution of

Jupiter, and the hydrostatic approximation is very appropriate. Obviously, this does not mean that locally, both in

space and time, hydrostasy is always verified, but it confirms what we stated above: there can be some deviations

from the hydrostatic equilibrium, and accelerations of the winds, but almost instantaneously the balance is restored.

Notably, we have shown that the typical convective speed in Jupiter is about 10cm.s−1, which corresponds to a

covered distance of 360 meters in an hour. Any study of Jupiter structure on larger lengthscale can be accuratly

considered as hydrostatically balanced.

2.3 Short summary

In this chapter, we have first introduced the equations for describing the motions of fluid in a planetary case. This

was followed by a discussion on the nature of the waves that can propagate in an atmosphere. The most important

in the large scale dynamics of atmospheres are gravity waves and Rossby waves, with the Rossby wave being par-

ticularly important in the study of hot Jupiters equatorial dynamics as will be shown in the last chapters.

We have also introduced the gravitational moments, that will allow us to constrain the interior structure of Jupiter,

provided we have a priori knowledge of the physical conditions in the interior and a method to evaluate the

gravitational moments. The most simple priors have been introduced in this section: Jupiter is a convective,
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isentropic planet. This simple view will be extended in chapter 4, showing that additional processes are needed to

understand the interior of the planet. The method to calculate the moments has to be exposed and tested first.

This is the point of the next chapter.
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Chapter 3

Calculation of Jupiter’s gravitational

field: testing the Concentric Maclaurin

Spheroid method

Qu’est-ce que vous faites mercredi prochain?

Pierre Brochant

A
s stated in the introduction, the quality of the observations of Juno requires to have a very precise method

to evaluate the gravitational moments of a Jupiter model from its pressure-density profile. The Concentric

Maclaurin Spheroid (CMS) method, developed in Hubbard [2012] and Hubbard [2013], provides an ideal

framework in the context of Juno. In this chapter, we will first present this method and study its limitations as was

done in Debras and Chabrier [2018]. The various quantities relevant for Jupiter are given in table 3.1. Through

this chapter, we compare the precision of the method with the first observations of Juno, reported in Bolton et al.

[2017]. The later observations of Iess et al. [2018] are much more precise than the intrinsic precision of the method

derived here. At the present date however, other physical unknowns (imperfect equations of state, dynamical effects

(see next chapter)) exhibit comparable or bigger errors than the intrinsic ones we calculate for the CMS method.

3.1 Brief overview of the CMS method

As shown in Section 2.2.1, the gravitational moments are powerful quantities to constrain the density structure

of a planet. However, the rotation of the planet changes the gravitational potential and the angular function of

the potential inside the planet is impossible to calculate analytically for realistic equations of state. Therefore, the

pressure-density profile of the planet cannot be accurately calculated without numerical methods: tt is not possible

to express the density as an analytical function of r′ and µ′ in eqn.(2.39). Three main approaches have been created

to evaluate the integrals in eqn.(2.39):

• The most famous is the theory of figures, as detailed for example in Zharkov and Trubitsyn [1978]. It is a

perturbative method that allows a development of the potential in the power of q, the ratio of rotational
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Table 3.1: Values of the planetary parameters of Jupiter.

Quantity Parameter Value

Gravitational constant Ga (global parameter) 6.672598 × 10−11 ± 2 × 10−17 m3kg−1s−2

Mass MJ 1.89861 × 1027 kg

Standard gravitational parameter G×MJ
b (126686533 ± 2) ×109m3s−2

Equatorial radius Req
c 71492 ± 4 km

Polar radius Rpolar
c 66854 ± 10 km

Rotation rate ωd 1.7585324 × 10−4 ±6 × 10−10 s−1

Mean density ρ̄ 1326.5 kg m−3

m = 3ω2/4πGρ̄ 0.083408

Rotational distortion q = ω2R3
eq/GMJ 0.0891954

Second gravitational moment J2 × 106 14696.572 ± 0.014e , 14696.514 ± 0.272f

Fourth gravitational moment −J4 × 106 586.609 ± 0.004e , 586.623 ± 0.363f

Sixth gravitational moment J6 × 106 34.198 ± 0.009e , 34.244 ± 0.236f

Eigth gravitational moment −J8 × 106 2.426 ± 0.025e , 2.502 ± 0.311f

Tenth gravitational moment J10 × 106 0.172 ± 0.069e

Req and Rpolar are observed at 1 bar. The value of the pulsation is chosen following Archinal et al. [2011]. (a)

Cohen and Taylor [1987] (b) Folkner et al. [2017] (c) Archinal et al. [2011] (d) Riddle and Warwick [1976] (e) Iess

et al. [2018] (f) Bolton et al. [2017] (previous values)
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potential over gravitational potential. It has been extensively used to derive models of Jupiter (e.g. Chabrier

et al. [1992], Hubbard and Marley [1989] or Zharkov and Gudkova [1991]). Unfortunately, the higher the

precision and the order of the gravitational moments to calculate the more cumbersome the calculations.

With Juno precision and the need to evaluate of Jk>8, this method is rather unappropriate although it can

be adapted as was done in e.g., Guillot et al. [2018]. From J8 on however, quantitative conclusions cannot be

drawn (see their Table 2 of the extended data for the polytrope eos).

• Wisdom [1996] has presented a non perturbative approach that reproduced with a tremendous accuracy the

results for polytropic equation of state. Unfortunately, it has not been adapted yet to realistic equations of

state, and it is not obvious whether this method can deal easily with discontinuities. Still, it allows comparisons

in order ot benchmark other method, such as in Wisdom and Hubbard [2016].

• The concentric Maclaurin Spheroid method developed in Hubbard [2012] and Hubbard [2013] (H13). It is

a non perturbative, numerical scheme that decomposes the planet in concentric spheroids, which we further

detail in this chapter. A schematic view of the method is provided in Figure 3.1.

The CMS method consists of a numerical hydrostatic scheme which decomposes a rotating celestial body into N

concentric spheroids of constant density (the well-known MacLaurin spheroid would correspond to the case N = 1).

For N > 1, one needs to picture it as spheroids of different radii, the bigger one being the outermost one with

planetary radius and the innermost one is the smallest, that pile up to create a density profile in the planet being

the sum of the density of each spheroid. The spheroids are labeled with index i = 0, N−1, with i = 0 corresponding

to the outermost spheroid and N − 1 to the innermost one. The method requires two inputs. First, (i) the planet

rotational distortion, q = ω2a3/GM , where ω denotes the angular velocity, a the equatorial radius, M the planet’s

mass and G is the gravitational constant. The factor q represents the ratio of the rotational over gravitational

potentials, as in the theory of figures (Zharkov and Trubitsyn [1978] or Chabrier et al. [1992]). Second, (ii) a

barotrope (P ,ρ) representing the equation of state (eos) of the planet and its composition.

For a given density profile, we can calculate the gravitational potential of each spheroid (which is constant on the

spheroid), and then calculate self-consistently the radius of each spheroid as a function of latitude. The obtained

radii give different values for the potential of the spheroids, and successive iterations lead to convergence of both

shape and potential of the spheroids (see Hubbard [2012] and H13). With the density and potential of each spheroid,

one easily obtains the pressure from the hydrostatic equilibrium condition. More precisely, H13 shows that we can

express the potential Ui at the equator of the ith spheroid as the sum over the different layers of three quantities:

Ji,k the external gravitational moment of order k of the ith layer only, J ′′
i−1 the external moments of the sphere of

radius ri with the density of the (i− 1)th spheroid and J ′

i−1,k the internal moment due to the (i− 1)th, leading to:

Uj = − 1
λj





N−1
∑

i=j

∞
∑

k=0

Ji,2kλ
−2k
j P2k(0) +

j−1
∑

i=0

∞
∑

k=0

J ′

i,2kλ
2k+1
j P2k(0) +

j−1
∑

i=0

J ′′

i λ
2
j



+
1
2
qλ2

j (3.1)

where λj is the ratio of the equatorial radius of the spheroid over the equatorial radius of the planet and the P2k the

Legendre polynomials as in chapter 2. As the surfaces of the spheroids are equipotentials, the shape of the spheroid

is just obtained by saying that the potential at any µ must be equal to Uj of eqn .(3.1), being the potential at the
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Figure 3.1: Schematic view of the CMS method. (a) Discretization of the density structure inside the planet. One

must remembers that these are concentric spheroids and not successive layers. (b) Iteration procedure of the

method.

equator.

After this first stage of convergence, it is necessary to verify whether the obtained (P ,ρ) profile of the planet is

in agreement with the prescribed barotrope. Since generally it is not, an outer loop is necessary to converge the

density profile for the given eos.

At last, once the radii, potentials and densities of the multi-layer spheroids have been obtained consistently with

the required numerical precision, one obtains a discretized profile of these quantities throughout the whole planet.

We can then calculate the gravitational moments, to be compared with Juno’s observations. By additivity, equation

(2.39) simplifies to:

Jk =
N−1
∑

i=0

Ji,k, (3.2)

and, using the fact that the ith spheroid has constant density δρi:

Ji,2k = − 4πδρi

MR2k(2k + 3)

∫ 1

0

rj(µ)2k+3P2k(µ′)dµ′ (3.3)

In this chapter, we first evaluate analytically the discretization errors of the CMS method with a polytropic equation

of state in section 3.2, showing that 512 spheroids are not enough to match Juno’s error bars, and that the repartition

of spheroids is an important parameter in the evaluation of the errors. We confirm these results by numerical

calculations in Section 3.3. We then apply our method with a realistic eos in Section 3.4, which shows the need to

improve the basic CMS method. In Section 3.5, we study the impact of the outer boundary condition, as proposed

in Wahl et al. [2017]. Section 3.6 is devoted to the conclusion.
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3.2 Evaluation of the uncertainties of the CMS method

3.2.1 Analytical evaluation

As we have seen, the CMS discretises the planet in successive spheroids. A discretisation error will stem from this

decomposition, which needs to be evaluated it order to ensure sure that the method is precise at the Juno level.

The first thing to note is that eqn.(3.2) implies that the uncertainties of each spheroid are added up, so a small

error on the radius, potential or density can lead ultimately to a significant error once summed over all the layers.

As explained in H13, for a given piecewise density profile, the evaluation of the gravitational moments is extremely

precise, with an error around 10−13. The main sources of error, apart from the uncertainties on the barotrope, then

arise from the finite number of spheroids and from the approximation of constant density within each spheroid,

leading potentially to an incorrect evaluation of the radii and potential of the layers.

Evaluation of the errors with 512 spheroids

In order to evaluate the errors analytically, we have considered a polytrope of index n = 1, P ∝ ρ2. We call ρ2 the

discretized version of ρ in the CMS model.

If we assume longitudinal and north-south symmetry, only the even values of the gravitational moments are not null.

Therefore, we were able to express the difference between the analytical value of the potential and the value obtained

with the CMS method on a point exterior to the planet with radial and latitudinal coordinates (r, µ = cos(θ), where

θ is the angle from the rotation axis), as:

∆φ = −4πG
r

∞
∑

k=0

P2k(µ)r−2k ×
∫ 1

0

∫ aJ

0

[ρ(r′) − ρ2(r′)] r′2k+2P2k(µ)dr′dµ, (3.4)

where P2k is the Legendre polynomial of order 2k and aJ is Jupiter’s equatorial radius. Our first assumption here

was that the CMS method prefectly captures the shapes of the spheroids. In reality, this is the case only for an

infinite number of spheroids, but we have neglected this first source of error which is difficult to evaluate analytically.

Since the masses of the two models must be the same, the k = 0 term must cancel. In terms of gravitational

moments J2k:

J2k = − 4π
Ma2k

J

∫ 1

0

∫ aJ

0

ρ(r′)r′2k+2P2k(µ)dr′dµ. (3.5)

By construction we can write ρ2(r) = ρi, ri+1 < r ≤ ri. So the difference on the gravitational moment between the

exact and the CMS models from Eq.(3.5) is:

∆J2k = − 4π
Ma2k

J

N−1
∑

i=0

∫ 1

0

∫ ri(µ)

ri+1(µ)

[ρ(r′) − ρi]

×r′2k+2P2k(µ)dr′dµ. (3.6)
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This formulation is exactly the same as in H13 (Eq.(10)), except that we used ρi instead of δρi. The analytical

expression of the density of a rotating polytrope at first order in m as a function of the mean radius l of the

equipotential layers and of the planet mean density ρ̄ is given by (Zharkov and Trubitsyn [1978]):

ρ(l)
ρ̄

= A
sin(α

l

l0
)

(
l

l0
)

+
2
3
m, (3.7)

with A =
π

3

(

1 − 2
3
m

(

1 − 6
π2

))

and α = π

(

1 +
2m
π2

)

, (3.8)

where l0 is the outer mean radius.

At this stage, our method implied an important approximation, namely that ρ2 followed perfectly the polytropic

density profile of Eq.(3.7) on each layer, if evaluated at the middle of the layer: ρi = ρpoly (ri + ri+1) /2. The errors

we calculated are thus smaller than the real ones since we did not take into account those arising from the departure

from the exact density profile.

In Appendix A.1, we show how to get rid of the dependence on the angular part, µ, in Eq.(3.6). As detailed in

Appendix A.2, for a linear spacing of the spheroid with depth, ∆r = aJ/N , we obtained:

|∆J2k| ∼ (2k + 3)
π

12
< P2k >

N3

N−1
∑

i=0

(

1 − 1
N

(

i+
1
2

))2k+2

, (3.9)

with < P2k >=

∣

∣

∣

∣

∫ 1

0

(

1
1 + e2µ2

)k+1

P2k(µ)dµ

∣

∣

∣

∣

. (3.10)

It is interesting to note that the relative error of each layer is a decreasing function of i: the external layers lead

to larger errors on the gravitational moment than the inner ones. Figure 3.2 displays the contribution to J2 of the

outer layers of the planet in the polytropic case (we have numerically integrated the expression for J2 from Eq.(3.5),

Eq.(3.7) and Eq.(A.4)).

To quantify the error, we focused on J2, the case k = 1. As detailed in Appendix A.3, one gets:

|∆J2| × 106 ∼ π

12
< P2 >

N2
× 106 ≈ 9.4 · 103

N2
. (3.11)

With N = 512 (as used in H13), we get |∆J2|×106 ∼ 3.6×10−2. The first data from Juno after three orbits gave an

uncertainty of 2.72×10−1 on J2 ×106. We are under these error bars by a factor of eight, but in these analytical cal-

culations, we have made several restrictive approximations. Notably, we have supposed that the numerical method

can find perfectly the shape and the density of each spheroid, and we have neglected the factor α3/3 ∼ 2 − 10 in

Eq.(A.28). As mentioned earlier, it is hard to evaluate a priori the errors due to the wrong shapes and densities of

the spheroids, but combined with the neglected factor, we expect the real numerical errors to become larger than

Juno’s error bars. This is confirmed by numerical calculations in the next section. Therefore, even in this ideal case,

the CMS method in its basic form is intrinsically not precise enough to safely fulfill Juno’s constraints. Calculations
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Figure 3.2: Contribution of each part of the planet to the total value of J2, normalized to its maximum value, for

a polytrope of index n = 1.

with 512 MacLaurin spheroids with a linear spacing cannot safely enter within Juno’s error bars.

HM16 proposed a better spacing of the spheroids, with twice more layers above 50% of the radius than underneath.

As shown in Appendix A.3.2, the new error for 512 spheroids becomes:

|∆J2| × 106 =
9

256
π < P2 >

N2
× 106 ≈ 1.51 × 10−2. (3.12)

This is about 2.5 times better than with the linear spacing. But once again, when considering the factor of ten ne-

glected in Eq.(A.28) in nearly the entire planet and the strong approximation of perfect density and perfect shape of

the discrete spheroids, it seems very unlikely to reach in reality a precision well within Juno’s requirements. Again,

this is confirmed numerically in §3.3. We note in passing that the difference between the errors obtained with the

above two different spacings shows the strong impact of the outermost layers in the method.

In conclusion, these analytical calculations show that, at least with 512 sheroids, the CMS method, first developed

in H13 and improved in HM16, leads to a discretization error larger than Juno error bars. Increasing the number of

spheroids would give a value of J2 outside Juno’s error bars and would thus require a change in the derived physical

quantities (core mass, heavy element mass fraction ...). We investigate in more details the uncertainties on these

quantities in §3.4.3.

It should be mentioned that Wisdom and Hubbard [2016] calculated similar errors by comparing their respective

methods, finding (their Eq. (15)):

log10 |∆J2

J2
| ≃ 0.7 − 1.81 log10(N), (3.13)

while we get
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log10 |∆J2

J2
| ≃ −0.6 − 2 log10(N). (3.14)

The 0.7 constant term is about 20 times the value obtained in Eq.(3.12). This confirms that, indeed, we underesti-

mated the errors in the analytical calculations, as mentioned above.

These expressions show that one needs to use at least 2000 spheroids to reach Juno’s precision, as can already be

inferred from Wisdom and Hubbard [2016]. These authors, however, suggest that 512 spheroids can still be used to

derive interior models, because a slight change in the density of one spheroid could balance the discretization error.

A change in one spheroid density, however, will affect the whole planet density structure, because of the hydrostatic

condition. Changing the density of each spheroid (within the uncertainties of the barotrope itself) can thus yield

quite substantial changes in the gravitational moments.

Even more importantly, if the method used to analyze Juno’s data has uncertainties due to the number and repar-

tition of spheroids larger than Juno’s error bars, this raises the question of the need for a better precision on the

gravitational data, since the derived models depend on the inputs of the method itself. It is thus essential to

quantify precisely the uncertainties arising from the discretization errors, as we do in §3.4 and 3.5.

Another option would be to use Wisdom’s method (Wisdom [1996]), which has virtually an unlimited precision.

Table 3 of Wisdom and Hubbard [2016] indeed shows that its accuracy is greater than anything Juno will ever

be able to measure. In its present form, however, it is not clear whether this method can easily handle density,

composition or entropy discontinuities; it is certainly worth exploring this issue. The CMS method, in contrast, is

particularly well adapted to such situations, characteristic of planetary interiors. As for the standard perturbative

theory of Figures, it becomes prohibitively cumbersome when deriving high-order (fifth even order for J10) moments

(see e.g., Nettelmann [2017]). For these reasons, the CMS method appears to be presently the most attractive one

to analyze Juno’s data. As mentioned above, it is thus crucial to properly quantify its errors and examine under

which conditions it can be safely used to derive reliable enough Jupiter models.

3.2.2 Spacing as a power of k

As shown in Appendix A.3.3, for a cubic distribution of spheroids as a function of depth, we obtained the error on

J2:

|∆Jcubic
2 | ∼ π

12
< P2 >

N2
. (3.15)

This is the same result as Eq.(3.11). We checked that we get the same results for a quadratic spacing or with a

spacing of power of four (it is probably easy to prove that this holds for any integer power of n). This is interesting

for several reasons.

First, these types of spacings have more points in the high atmosphere region, where the neglected factor of Eq.(A.28)

is closer to two than ten. The global neglected factor is then smaller than for a linear spacing. Second, we studied
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where the cubic spacing is equal to the linear one. Using Eq.(A.43), we got:

∆rcubic
i = ∆r ⇐⇒ ∆i3

N2
= 1

⇐⇒ 3i2 + 3i+ 1 = N2

=⇒ i ∼ N√
3
. (3.16)

More generally, with a spacing of power k, ∆rk
i is smaller than the linear ∆r for i ≤ N/k

1
k−1 , and larger for larger

values of i. That means that above ri = aJ

(

1 − 1/k
1

k−1

)

the radius, potential and density of the spheroids are

better estimated than in the linear case and less well below this radius. And the stronger the exponent in the

spheroid distribution, the larger the external gain (internal loss) on the spheroids because the more (less) tight the

external (internal) layers.

With a quadratic spacing, the spheroids are closer than in the linear case above 75% of the radius of the planet while

inside this limit the spacing is worse than in the linear case. With a cubic spacing the precision in the spheroids

repartition is better than in the linear case down to only 80% of the radius, while for a power of 4 the limit is 85%.

As shown and explained in §3.3.1, the cubic spacing ends up being the best compromise.

There is one remaining problem with a cubic spacing: for N > 512, the sizes of the first (outermost) layers are

extremely small, well below the kilometer, with densities smaller than 10−3 kg m−3. It is thus mandatory to have

an eos accurate enough in this regime; if not the errors will be very large. The other solution, that is discussed in

§3.5 is to impose a non zero density as outer boundary condition.

3.2.3 Exponential spacing of the layers

Here, we examine an exponential repartition of spheroids. The details of the calculations are given in Appendix

A.3.4, and the repartition functions of the spheroids are displayed in Figure 3.3.

For the exponential repartition, the value of the error is:

|∆Jexp
2 | × 106 ≃ π < P2 >

252
× γ2

N2
× 106 ≈ 449

( γ

N

)2

, (3.17)

where γ ∈ [5, 10] is a parameter which determines how sharp we want the exponential function to be. A large value

of γ leads to a steep slope in the innermost layers and a very small ∆ri in the exterior. With N = 512:

|∆Jexp
2 | × 106 ∈ [1.54 × 10−2, 1.6 × 101]. (3.18)

As seen, the smaller γ the smaller the error, but also the larger the range of outer layers which is a problem, as

examined in §3.3. Note also that the neglected factor of Eq.(A.28) in the analytical calculations is much smaller

because of the very large number of spheroids in the outermost part of the envelope (see Figure 3.3). Compared to

Eq.(3.12), we see that the exponential error is always larger for γ > 3. As discussed in the next section, however,

the impact of the first layers becomes very important with this type of spheroid repartition.
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Figure 3.3: Equatorial radius as a function of the spheroid number for various functional forms for the repartition

of the spheroids. (a): from 0 to aJ ; (b): zoom of the external layers.

In summary, in this section, we have shown analytically that 512 layers spaced linearly is not enough to obtain

sufficient accuracy on the gravitational moments of Jupiter to safely exploit Juno’s data. Indeed, the theoretical

errors are within Juno’s error bars but the simplifying assumptions used in the calculations (in particular perfect

shape and density of the spheroids) suggest that the real calculations will not match the desired accuracy. As

explained in §3.2.1, the method, mathematically speaking, is precise up to 10−13 for a piecewise density profile,

but the errors due to the discretization, as derived in this section, are of the order of ∼ 10−7. Using a better

repartition of spheroids yields, at best, an error of the order of Juno’s error bars but, in any case, remains insuf-

ficient with 512 spheroids. The impact of such an error on Jupiter’s derived physical quantities is discussed in §3.4.3.

According to this analytical study, using a minimum of 1000 spheroids spaced cubically, quadratically or expo-

nentially seems to provide satisfying solutions. That may sound surprising since the spacing used in HM16, with

their particular first layer density profile, gives a smaller uncertainty in Eq.(3.12) than the cubic or square one in

Eq.(3.15). To explain this apparent contradiction, we need to explore more precisely how the error depends on the

different spacings by comparing numerical calculations with the analytical predictions. This is done in the next

section.

3.3 Numerical calculations

3.3.1 How to match Juno’s error bars

In this section, we explore two main issues: how does the error depend (i) on the number of layers and (ii) on the

spacing of the spheroids. Another parameter we did not mention in the previous section is the repartition of the

first layers. This is the subject of the next section.
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To study this numerically, we have developed a code similar to the one developed by Hubbard, as described in

H13. The accuracy of our code has been assessed by comparing our results with all the ones published in the above

papers. In the case of constant density, we recovered a MacLaurin spheroid up to the numerical precision, while

for a polytrope of index n = 1, we recovered the results of Table 5 of H13, as shown in Table 3.2 (the differences

are due to the fact that the published results were not converged to the machine precision. With the very same

conditions, our code and Hubbard’s agree to 10−14). We have also performed several tests of numerical convergence

with different repartitions of spheroids. We have compared our various numerical evaluations of the errors, double

precision with 30 orders of gravitational moments and 48 points of Gauss-Legendre quadrature, to a quadruple

precision method with 60 orders of moments and 70 quadrature points, from a couple of hundred spheroids to

2000 spheroids. The differences are of the order of 10−13, negligible compared with Juno’s error bars. Finally, as

explained in Hubbard et al. [2014], we have implemented an auto exit of the program if the potential diverges from

the audit points.

Table 3.2: Difference between the values calculated with our code and the results from Hubbard [2013].

Quantity Theoretical value H13 Our Code

J2 × 106 13988.511 13989.253 13989.239

−J4 × 106 531.82810 531.87997 531.87912

J6 × 106 30.118323 30.122356 30.122298

−J8 × 106 2.1321157 2.1324628 2.1324581

Figure 3.4 displays the difference between the expected and numerical values of J2 for a polytrope of index n = 1,

for different spacings with 512 layers. The first thing to note is that, whatever the repartition, the numerical errors

are always larger than Juno’s error bars: 512 spheroids are definitely not enough to match the measurements of the

Juno mission with sufficient accuracy, as anticipated from the analytical calculations of the previous section.

The second and quite important problem is the difference between calculations using a density ρ = 0, as in HM16,

or ρ 6= 0 in the first layer. With 512 spheroids spaced as in HM16, the first layer is 50 km deep. Imposing a

zero density in this layer is equivalent to decreasing the radius of the planet by 50 km, which is larger than the

uncertainty on Jupiter’s radius. As seen in the Figure, if one does so, the error on J2 is more than 100× Juno’s

error bar. Specifically, for the HM16 spacing, when the first layer has a non-zero density, its impact on the value of

J2 × 106 is ∼ 5 × 101. We discuss that in more details in §3.3.2.

Figures 3.5 and 3.6 display the behavior of the error as a function of the number N of spheroids for a cubic, square

and a few exponential repartitions, respectively. As mentioned earlier, we see in Figure 3.5a that only for N > 1000

spheroids do we get an error smaller than Juno’s error bar. Importantly enough, we also see that the first spheroid

(N = 0) makes no difference on the result when the layers are cubically spaced (Figure 3.5b). This contrasts with

the results obtained with the HM16 spheroid repartition, where we see that the first spheroid has a huge impact
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Figure 3.4: Absolute value of the difference between the expected and numerical results on J2 × 106 for different
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method exposed in HM16, explained in Appendix A.3.2. The subscript 1 means that the first layer has a non-0

density while the subscript 0 means zero density in the first layer.
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Figure 3.5: Numerical error as a function of the number of spheroids for the cubic and square repartitions. (a):

error between the analytical and measured J2 × 106; (b): difference on J2 × 106 when the first layer has 0 or non-0

density.
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Figure 3.6: Numerical error as a function of the number of spheroids for exponential repartitions. (a): error between

the analytical and measured J2 × 106; (b): difference on the J2 × 106 when the first layer has 0 or non-0 density.

on the final result (Figure 3.4). The cubic spacing with at least 1000 spheroids thus matches the constraints, with

both an uncertainty within Juno’s error bars and a negligible dependence on the first layer. As mentioned in the

previous section (and shown later in Figure 3.7b), however, with the cubic spacing the densities of the first layers

are orders of magnitude smaller than 10−3 kg m−3, questioning the validity of the description of the gas properties

by an equilibrium equation of state. For this reason, it is preferable to use a square or exponential spacing in the

case of a zero pressure outer boundary condition. The effect of changing this boundary condition is discussed in §3.5.

As seen in Figure 3.5a, the square spacing requires at least 1500 spheroids to be under the error bars of Juno with

reasonable accuracy. For 1500 or 2000 spheroids, the first layers have densities around 10−2 kg m−3. In Figure 3.5b,

we confirm that, in that case, having a zero or non-zero density outer layer changes the value under the precision

of Juno.

For the exponential spacing, we recall that the higher the γ value the smaller the first layer, which can become a

problem (see §3.3.2). Considering Figures 3.6a and 3.6b, the best choices for γ are γ = 8 or γ = 7, because it does

not require too many spheroids to converge and at the same time the obtained values for the densities of the first

layers are comparable to the ones obtained with the square repartition (slightly larger for γ = 7).

Globally, we conclude in this section that we need at least 1500 and preferentially 2000 spheroids spaced quadratically

or exponentially to fulfill our goals of both high enough precision for Juno’s data and densities high enough to justify

the use of an equilibrium eos. Having two different repartitions that match Juno error bars brings some confidence
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in results that are obtained with a realistic eos instead of a polytrope. Furthermore, with such choices of repartition,

we do not need to impose a first layer with zero density. In §3.5, however, we show that the cubic repartition can

also be used, with a different boundary condition.

3.3.2 Importance of the first layers

As explained in HM16, these authors improved the spacing of their spheroids by adding up a first spheroid at

depth aJ − ∆r/2, instead of ∆r, which has zero density: ρ0 = 0. Although this could seem quite arbitrary, it has

an analytical justification emerging from the linear dependence of the density with radius (Hubbard, priv. com.).

The obtained result is indeed closer to the analytical value of Hubbard [1975], but it has two downsides. First,

it decreases arbitrarily the radius by 50 km (see discussion above). For example, for a cubic spacing with 512

spheroids, decreasing the radius by 50 km leads to J2 × 106 = 13961.23 with an error of 2.7 × 101 according to the

analytical calculation, 100× Juno’s uncertainty. Furthermore, there is no guarantee that this repartition will still

be valid with a realistic eos, with an exponential dependence of the density upon the radius. In order to assess

the robustness of the results and of the CMS method, one needs to confirm that different repartitions yield similar

values and that the results are not only correct for one given spheroid repartition.

More generally, a key question is: why are the first layers so important in the CMS method? Going back to Figure

3.2, we see that the region outside 90% in radius contributes as much to J2 as the region within the inner 50%. The

problem is the slope of the moment: it is much steeper in the outside region. Consequently, the behavior of a layer

in the outermost region yields a much larger error than the contribution from the inner layers. This simply reflects

the fact that most of the planet angular momentum is in its outermost part.

Another issue is that, in the first layers, the change in density represents at least 10% of the density itself and can

even become comparable to this latter. In contrast, in the internal layers, even a large ∆r yields a relative change of

density from one spheroid to another less than 1%. Then, the error due to the inevitable mistake on the true shape

of the spheroids is much more consequential in the external layers, where the relative density change is significant.

Another source of error stems from the fact that the pressure is calculated iteratively from the hydrostatic equation,

starting from the outermost layers. A small error in the first layers will then propagate and get amplified along the

density profile.

Equation (10) of HM13 gives the explicit expression of J2 for each layer. With the notation of the paper:

J2
i = −

(

3
5

)

δρi

∫ 1

0
dµP2k(µ)ξi(µ)5

∑N−1
j=0 δρj

∫ 1

0
dµξi(µ)3

, (3.19)

δρi = ρi − ρi+1 if i > 0,

δρ0 = ρ0, (3.20)

ξi(µ) = ri(µ)/aJ . (3.21)

To illustrate our argument, we said that every spheroid has the same shape and that δρi is the same as in the rest

case, given by a slight modification of Eq.(63) of HM13:
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δρi = ρc × δλi

(

cos(πλi)
λi

− sin πλi

λ2
i

)

, (3.22)

λi = ξi(0) and δλi = λi − λi+1. (3.23)

Then, the only different terms for each layer stemmed from the numerator: δρi ×λ5
i . We plot this value for different

spacings of the spheroids in Figure 3.7.
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Figure 3.7: Normalized value of δρiλ
5
i as a function of altitude for linear, cubic and exponential (γ = 8) repartitions

of spheroids. (a) From center to exterior; (b) zoom on the external layers

As seen, the linear spacing is much less precise than the other ones in the external layers because of the very small

number of layers; it will thus greatly enhance the numerical errors. The cubic spacing is much better but has

so many points in the outermost layers that it is oversampling the extremely high part of the atmosphere. The

exponential spacing is the worst one in the lower part of the envelope (see Figure 3.7), but provides a nice cut-off

between linear and cubic spacings in the uppermost layer region.

An appealing solution would be to take a combination of all these spacings to always have the most optimized one

in each region of the planet. We have tried this, with a great number of spheroids, and the conclusion remains the

same: the limiting effect on the total errors is the precision on the external layers (above ∼ 95% of the radius).

Having simply an exponential repartition of spheroids throughout the whole planet or the same exponential in the

high atmosphere and then a cubic repartition when this latter becomes more precise, and then square and linear

repartitions (such a repartition almost doubles the number of spheroids) yield eventually the same error. To obtain

results within Juno’s precision (see Figures 3.5 and 3.6), we need the external layers to be smaller than 1 km.
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To conclude this section, we want to stress that the main limiting factor in the CMS method is the number of

spheroids in the outmermost layers (above ∼ 0.95 × aJ) and the proper evaluation of their densities. If we do not

want to impose a first layer with 0 density, with consequences not predictable in general cases, we must be able to

describe this region of the planet with sufficiently high accuracy. This requires an optimized trade-off between the

number of spheroids in the external layers and the value of the smallest densities. As shown in §3.4.3, the treat-

ment of these layers in the CMS method is the largest source of error in the derived physical quantities of the planet.

One could argue that if the outermost layers can not be adequately described by an eos, a direct measurement of

their densities would solve this issue. Unfortunately, beside the fact that, by construction, Mac Laurin spheroids

imply constant density layers, there is an additional theoretical challenge: in the high atmosphere, the hydrostatic

balance barely holds. The isopotential surfaces are not necessarily in hydrostatic equilibrium, as differential flows

are dominating. The time variability in these regions is an other problematic issue. At any rate, the treatment of

the high atmospheric layers is of crucial importance in the CMS method, because it determines the structure of

all the other spheroids. An error in the description of these layers will propagate and accumulate when summing

up the spheroids inward, yielding eventually to large errors. In Section 3.5, we examine the solution used in Wahl

et al. [2017] to overcome this issue.

3.3.3 1 bar radius and external radius

So far, Jupiter outer radius in the calculations has been defined as the observed equatorial radius at 1 bar,

R1bar = 71492 km (see Table 1). A question then arises: does the atmosphere above 1 bar have any influence

on the value of the gravitational moments?

When converging numerically the radius at 1 bar to the observed value, we obtained a value for the outer radius

Rext = 71505 km. Integrating Eq.(3.5) from R1bar to Rext by considering a constant density equal to the 1 bar den-

sity, with the simplifications of Appendix A.1, yields a contribution of the high atmosphere J2<1bar
×106 ≃ 1×10−2.

It thus seems reasonable to use the 1 bar radius as the outer radius with the current Juno’s error bars. In §3.5,

however, we examine in more detail this issue and quantify the impact of neglecting the high atmosphere layers in

the calculations, as done in Wahl et al. [2017]. In the next section, we now examine if the conclusions of §3.3 still

hold when using a realistic eos.

3.4 Calculations with a realistic equation of state

We recall that the aim here is not to derive the most accurate Jupiter models or to use the most accurate eos, but to

verify (i) under which conditions is the CMS method appropriate in Juno’s context, (ii) which spheroid repartition,

among the ones tested in the previous sections, is reliable when using a realistic eos to define the barotropes, and

(iii) whether the high atmosphere is correctly sampled to induce negligible errors on the moment calculations. For

that purpose, we have carried out calculations with the Saumon, Chabrier, Van Horn eos (1995, SCvH). This eos

perfectly recovers the atomic-molecular perfect gas eos, which is characteristic of the outermost layers of the planet
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(Saumon et al. [1995]).

3.4.1 Impact of the high atmospheric layers on the CMS method

Concerning the last of the three aforementioned questions, the SCvH eos yields much better results than the

polytrope. The polytropic densities in the high atmosphere are much larger than the realistic ones, yielding an

overestimation of the contribution of the external layers. Figure 3.8 illustrates the contribution to J2 of the outer-

most spheroids with the SCvH eos. Even though, as mentioned earlier, the very concept of an equilibrium equation

of state becomes questionable at such low densities (P < 100 Pa = 10−3 bar corresponds to ρ < 10−3 kg m−3), this

clearly illustrates our purpose.
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Figure 3.8: Contribution of each spheroid to the total value of J2 × 106 and to the truncated J2 × 106, i.e., the sum

of the contributions of the layers from 1 to 10−5 bar, for a square spacing with the SCvH eos with 1500 spheroids.

Figure 3.8 shows that, when using a realistic perfect gas eos, using only 1 spheroid up to 10−3 bar seems to be

adequate to fulfill Juno’s constraints. Unfortunately, the real problem is more complex: if we use only one spheroid

of 8 km (a few 10−3 bar) as a first spheroid, even though its own influence is indeed negligible, as if we divide it

into many spheroids, the total value of J2 × 106 is changed by ∼ 1 − 2, ten times Juno’s error ! The reason is

that the whole density profile within the planet is modified by the inaccurate evaluation of the first layers. Indeed,

remember that the CMS method decomposes the planet into spheroids of density δρ. Therefore, a wrong evaluation

of the first layers is propagated everywhere since the density at one level is the sum of the densities of all spheroids

above that level. We verified that any change in the size of the first layer, from less than 1 km to 35 km significantly

changes the value of J2.

We have also tried a solution where we converged the 1 bar radius to the observed R1bar value, in order to avoid

this modification in the structure, but the result still holds: it is not possible to reduce the global contribution of

the first layers, and the densities of the first layers are too small to be realistically described by an equilibrium
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equation of state. Clearly, with the CMS method, it is not possible to diminish the size of the first layers without

significantly affecting the gravitational moments. This, again, is examined in detail in §3.5.

Table 3.3 gives the results for an exponential repartition of 1500 spheroids using the SCvH eos, with no core (in

that case, the size of the first layer is 0.6 km). Clearly, varying the size of the first layers yields changes of the J2

value larger than Juno error bars. A quadratic repartition yields similar results with differences on J2 × 106 that

are < 3 × 10−1. It is not clear, however, whether the induced errors stem from the iterative calculations of the

pressure from the hydrostatic equation or from the error on the potential determination. Therefore, we confirm

with a realistic eos the results obtained in Section 3.3.2: a very accurate evaluation of the first layers is mandatory

in order to properly converge the CMS method.

Table 3.3: Value of J2 × 106 for an exponential γ = 7 spacing with 1500 spheroids and the SCvH eos with no core.

Left column: the outer radius is taken as Jupiter’s radius; right column: the radius at 1 bar is taken as Jupiter’s

radius

First layer(km)
J2 × 106

Rext =71492km R1bar =71492km

0.6 (unchanged) 14997.24 15046.34

3 14999.03 15046.71

6 15001.11 15047.46

15 15012.00 15051.85

35 15035.41 15061.54

3.4.2 Errors arising from a (quasi) linear repartition

In order to assess quantitatively the errors arising from an ill-adapted repartition of spheroids, we have carried out

3 test calculations. One without a core, where we changed the H/He ratio (i.e., the helium mass fraction Y ) to

converge the CMS method (as explained in HM16, that means having a factor β = 1 in H13). A second one where

we imposed Y and the mass of the core but allowed the size of the core to vary (we have verified that imposing the

mass or the size leads to the same results). And, finally, one where Y and the mass of the core could change and

we converged J2 to the observed value. These models were not intended to be representative of the real Jupiter but

to test the spacings of the CMS explored in the previous sections. All these tests used the observed radius as the

outer radius, Req = 71492 km. The results are given in Table 3.4.

The difference on J2 × 106 between the square and exponential spacings with 1500 spheroids are < 2 × 10−1, as

expected from Figures 3.5a and 3.6a. In contrast, the HM16 method, which is linear in ∆r, though with a different

spacing in the high and low atmosphere, respectively, leads to differences 100× larger. These values were obtained
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Table 3.4: Difference between square, exponential γ = 7 and HM16 spacing for 3 different tests with 1500 spheroids.

Moment
Test 1: no core Test 2: Y = 0.37, Mc= 4MT Test 3: fit on J2

Square Expγ=7 HM16 Square Expγ=7 HM16 Square Expγ=7 HM16

J2 ∗ 106 14997.42 14997.24 15025.89 14636.63 14636.47 14680.96 14696.51 14696.51 14696.51

−J4 ∗ 106 604.21 604.19 606.49 586.44 586.42 589.47 589.21 589.21 590.08

J6 ∗ 106 35.79 35.79 35.99 34.62 34.62 34.87 34.80 34.80 34.90

with a HM16 spacing with 1500 spheroids; with 512 spheroids the differences from square and exponential are a

factor ten larger. This demonstrates that the square and exponential repartitions remain consistent, confirming the

results obtained for the polytropic case, whereas the HM16 spacing diverges completely. As expected, the idea of

using a first half layer of zero density fails when using a realistic eos.

Another proof is the difference, with the HM16 repartition, between 512 and 1500 spheroids: in the polytropic case

the difference on J2 × 106 was found to be around 2 × 10−1. Indeed the HM16 repartition with 512 spheroids led

to results very close to the theoretical value. In our first test case, the value of J2 × 106 we obtained for the HM16

spacing with 512 spheroids is 15075.52. When we compare to Table 3.4, the difference is 5 × 101: the discretization

error on the gravitational moments with this spacing is way off Juno’s precision. Moreover, we see that the order of

magnitude of the error is similar to the one in the linear case of Figure 3.4. Indeed, if one does not use a polytrope,

the HM16 spacing behaves as badly as a linear spacing, as expected from the quasi linear shape of this repartition.

Figure 3.9 summarizes graphically the uncertainties arising from using an ill adapted repartition of spheroids. As

stated above, the errors on J2 from the bad handling of the high atmosphere reach almost 100× Juno’s error bars,

as shown in Figure 3.9a. On the other hand, when fitting J2, Figure 3.9b shows that the errors on J4 and J6

are comparable or inferior to Juno’s. Nonetheless, we show in §3.4.3 that this leads to significant changes in the

physical quantities, hampering the determination of interior models in the context of Juno. These changes can be

considered as negligible compared to the uncertainties on the various physical quantities in the models but they are

significant when one aims at matching Juno’s measurements and thus take full advantage of the Juno mission.

What we have shown so far in the present study is that the CMS method, when taking into account the entire

atmosphere above 1 bar, relies on uncontrolled assumptions that can change significantly the value of J2. The whole

purpose of the method, however, is to constrain with high precision Jupiter’s internal structure (mass fraction of

heavy elements, mass of the core ...). Therefore, we need to assess the impact of these assumptions on such

quantities.
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Figure 3.9: Comparison of the errors of the CMS method from quadratic and HM16 repartitions with Juno’s error

bars, shifted to be centered on the observed Jn. (a) −J4 × 106 vs J2 × 106 from test 1; (b) J6 × 106 vs −J4 × 106

from test 3, when J2 is fit.

3.4.3 Intrinsic uncertainties on the Jupiter models

In this section, we derive interior models that match both J2 and J4 from the first Juno data (Bolton et al. [2017])

and determine how they are affected by the number of spheroids and their repartition. Ideally, one would like the

final models not to depend on the method used to derive them. We recall that the purpose of this chapter is not

to derive the most accurate Jupiter models but to determine the impact of the uncertainties in the CMS method

upon these models, in the context of the Juno mission. Therefore, we used the SCvH eos with an effective helium

mass fraction (Y′) which includes the metal contribution (see Chabrier et al. [1992]). We supposed that the core

was a spheroid of constant density ρcore = 20000 kg m−3, the typical density of silicates at the pressure of the

center of Jupiter. At 50 GPa, we imposed a change in the effective Y′ at constant temperature and pressure, thus

a change in entropy, to mimic either an abrupt metallization of hydrogen or a H/He phase separation. Inward of

this pressure, the value of the effective helium mass fraction is denominated Y ′
2 . All the models were converged to

the appropriate J2 and J4 values with a precision of 10−8, within Juno’s error bars.

Table 3.5 gives the values of Y ′, Y ′
2 and the core mass for different repartitions and numbers of spheroids. We

considered a quadratic repartition with an unchanged first layer or with a first layer of 10 km, and the HM16

repartition. With HM16, the change on the effective helium mass fraction is of the order of 5%, consistent with

the expectations from the results of the previous sections. This confirms that the HM16 repartition of spheroids is

not suitable to exploit Juno’s data. When we used the Y ′ and core mass fraction obtained with 512 spheroids to a

case with 1500 spheroids, the value of J2 × 106 became 14647.9, which leads to an error of 5 × 101, a hundred times

Juno error bars.
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Table 3.5: Effective helium mass fraction above (Y′) and underneath (Y ′
2) the entropy jump, and mass of the core

(Mc in units of 1024kg) for different repartitions and numbers of spheroids. Quadratic is a power law spacing of

exponent two, Quadratic 10 is the same with a first layer of 10 km and HM16 corresponds to the repartition used

in Hubbard and Militzer [2016].

N Quadratic Quadratic 10 HM16

512

Y′ 0.34622 0.34451 0.32297

Y′
2 0.37379 0.37368 0.37215

Mc 9.9241 9.8952 9.6819

800

Y′ 0.34698 0.34496 0.33168

Y′
2 0.37386 0.37372 0.37276

Mc 9.9227 9.8928 9.7677

1500

Y′ 0.34742 0.34506 0.33840

Y′
2 0.37390 0.37372 0.37323

Mc 9.9193 9.9000 9.8453

With the quadratic repartition, using the values obtained with 512 spheroids in the 1500 spheroid calculations yields

an error on J2×106 of 4×100, ten times Juno’s error bars (which confirms the necessity to use at least 1500 spheroids

and this type of repartition). When correctly fitting J2 and J4 with this repartition, the change on Y ′ from 512 to

1500 spheroids is about 0.5 %, about the same as the difference between using a < 1 km or a 10 km first layer. For

the core mass, increasing the number of spheroids is useless as the difference is negligible compared to the one due

to changing the size of the first layer. Therefore, the uncertainties due to the description of the first layers are the

dominant sources of limitation in the determination of Jupiter’s physical quantities like Y ′ or the core mass fraction.

In reality, the limitation is even more drastic. First, with a 10 km first layer, the outer density is ≃ 3 × 10−3 kg

m−3. This is too low to use an equilibrium equation of state. If we use instead a 20 km first layer, increasing the

density to more acceptable values, the uncertainties on Y ′ are about 1-2% and > 5% on Mc . Virtually any model

leading to such an uncertainty can fit J2 and J4. Indeed, given the impact of the first layers on the gravitational

moments, they could be used, instead of Y ′ and Mc, as the variables to fit models with the appropriate gravitational

moments. Slightly changing these layers (mean density, size,..) can yield adequate models. Therefore, no model

can be derived within better than a few percent uncertainties on Y ′, thus the heavy element mass fraction, and on

the core mass.

The calculations carried out in this section yield three major conclusions:

1. It is not possible to use a linear repartition, especially with a zero density first layer, as the values of the
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moments would be changed by 100× the value of Juno’s error bars when increasing the number of spheroids.

2. The results obtained with a square or an exponential repartition with 1500 spheroids yield consistent errors,

no matter the size of the first layer, and can thus be considered as reliable spheroid repartitions. The size

of the first layer, however, remains the major source of uncertainty in the CMS method when taking into

account the high atmosphere above the 1 bar level.

3. When deriving appropriate internal models of Jupiter, the CMS method such as used in HM16 can not allow

the determination of key physical quantities such as the amount of heavy elements or the size of the core to

better than a few percents. Changing the size and/or density distribution of the first layers yields a significant

change in the values of the gravitational moments. This degeneracy unfortunately hampers the derivation of

very precise models.

In the light of these conclusions, the CMS method, such as used so far in all calculations, needs to be improved. To

do so, Wahl et al. [2017] propose to neglect the high atmosphere, and define the outer boundary at the 1 bar level.

We examine this solution in the next section.

3.5 Taking the 1 bar level as the outer boundary condition

3.5.1 Irreducible errors due to the high atmosphere region (less than 1 bar)

According to their second appendix, Wahl et al. [2017] impose the 1 bar level as the outer boundary condition in

their CMS calculations. As shown with a polytropic eos in §3.3.2, the atmosphere above this level, called here the

high atmosphere, has a contribution to J2 × 106 ≃ 1 × 10−2. With a realistic eos, converging the 1 bar radius on

the observed value yields a high atmosphere depth of ∼ 70 km but a smaller outer density than the polytrope. The

contribution to J2 is then about the same.

The high atmosphere, however, also alters the evaluation of the potential inside the planet and thus the shape of

the spheroids in the CMS method. In Appendix A.4, we evaluated the first order neglected potential φneg on each

spheroid due to the omission of the high atmosphere. We showed that it is a constant value, which does not depend

on depth or angle:

φneg ≃ 2.87 × GM

a1bar

(

ρext

ρ̄S

)(

∆a
a1bar

)

, (3.24)

where ρext is the (constant) density of the high atmosphere, ρ̄S is the mean density of Jupiter if it was a sphere of

radius a1bar = 71492 km, and ∆a is the depth of the high atmosphere.

As mentioned above, ∆a ≃ 70 km and we know that ρ̄S ≃ 103 kg m−3. Taking the outer density in a range

(0.01 − 1) × ρ1bar, and the conditions of Jupiter, ρ1bar ≃ 0.17 kg m−3, yields:

φneg ∈ [5 × 10−9; 5 × 10−7] × GM

a1bar
. (3.25)
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This is clearly a first order correction since the potential on each spheroid, given by the CMS method, ranges from

GM/a1bar in the outermost layers to 2GM/a1bar inside.

The neglected potential does not depend on the layer, so the hydrostatic assumption (using the gradient of the

potential) remains valid. The main source of change comes from the shapes of the spheroids. We calculated the

impact of this change in Appendix A.4 with the use of equation (40) of H13 and obtained the following result:

∆J2,0

J2,0
≃ 287 ×

(

ρext

ρ̄S

)(

∆a
a1bar

)

. (3.26)

Within the above range of outer densities we get:

∆J2,0

J2,0
∈ [5 × 10−7; 5 × 10−5]. (3.27)

Since the potential is smallest in the outside layers, we expect the relative change in J2,i of the ith spheroid to

decrease with depth. Nevertheless, we have seen that the CMS method requires a large number of spheroids in the

high atmosphere (a point which is validated in the next section). We thus expect the change in the J2,i in the outer

layers, which have the largest impact on J2, to be comparable to Eq.(3.27).

If we make the bold assumption that every layer contributes equally and choose for the outer density ρext = 0.03

kg m−3, which is the value that corresponds to mass conservation in the high atmosphere, we get:

∆Jext
2 × 106 ≃ 8 × 10−6(Jext

2 × 106) ≃ 1 × 10−1. (3.28)

This is approximately 1/2 Juno error bars. Even though this relies on several assumptions, mainly that we can

approximate the outer layers by a constant density spheroid and that the error is the same on each spheroid, it

gives a reasonable estimate of the impact of neglecting the high atmosphere on J2.

From the evaluation of J4 and J6 in Appendix A.4, we calculated that:

∆Jext
4 × 106 ≃ 6 × 10−2, (3.29)

∆Jext
6 × 106 ≃ 2 × 10−2. (3.30)

We see that the agreement with Juno’s error bars improves with higher order moments, although it stabilizes around

10−2 from J6 onward. In order to derive physical information from the high order moments, however, one needs to

have confidence in the evaluation of the first moments. Moreover, these estimations rely on many assumptions and

give only orders of magnitude.

As in Figure 3.9, we show graphically these uncertainties in Figure 3.10. We see that we are now able to reach

Juno’s precision, but the analysis of future, more accurate data will remain limited by these intrinsic uncertainties.

If we were able to perform rigorously the calculations of Appendix A.4, we would probably find that the errors

on the Jn’s are correlated, decreasing the aforederived uncertainties. Unfortunately, a rigorous derivation of these
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errors would require to relax many assumptions and would imply very complicated theoretical and numerical cal-

culations. Until this is not done, the determination of the Jn are inevitably blurred by the neglected potential, up

to half Juno’s error bars, as shown in Figure 3.10.
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Figure 3.10: Comparison of the errors of the CMS arising from neglecting the high atmosphere with Juno’s error

bar, shifted to be centered on the observed Jn. (a) −J4 × 106 vs J2 × 106; (b) J6 × 106 vs −J4 × 106.

In conclusion, we have shown in this section that the neglected potential due to the high (<1 bar) atmosphere

region leads to an error of about half Juno error bars. Globally, neglecting the atmosphere above 1 bar in the CMS

method leads to an irreducible error on J2 × 106 of the order of 10−1. Although such an error level is smaller than

Juno’s present precision, this will become an issue if the precision improves further.

It must be stressed that this irreducible error is not arising from uncertainties in any physical quantity, such as

for example the radius determination or the eos. It stems from neglecting the high atmospheric levels in the CMS

method itself, and in that regard cannot be removed; indeed, as we have shown in the previous sections, including

the high atmosphere leads to huge uncertainties. Said differently, even with a perfect knowledge of Jupiter radius,

internal eos, etc., the error, intrinsically linked to the method, remains. Semi analytical integrations show that,

globally, this error is of the order of 10−2 for higher order moments. Therefore, the Jk × 106 cannot be determined

within better than a few 10−2. On J10 and higher order moments, in particular, this error can be close to the order

of magnitude of the moments themselves. One must keep that in mind when calculating values of these moments

with the CMS method, as in Wahl et al. [2017].

3.5.2 Error from the finite number of spheroids

Now that we have estimated every possible source of error and showed that the method used by Wahl et al. [2017]

is applicable with the current error bars of the Juno mission, we need to examine how the uncertainties depend
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on the number of spheroids and verify whether the conclusions of §3.3 are affected or not by the change of outer

boundary condition. Figure 3.11 displays the dependence of the error upon the number of spheroids for different

spheroid repartitions in the present case.
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Figure 3.11: Numerical error as a function of the number of spheroids when neglecting the high atmosphere for a

polytropic eos.

Interestingly, the exponential γ = 6 repartition happens to provide the best match to the analytical results. More

importantly, we show that some of the different repartitions give the same results, a mandatory condition to use

the method with confidence with a realistic eos, as mentioned earlier.

We see, again, that 512 spheroids are not enough to satisfy Juno’s precision. As mentioned previously, even though

the CMS values are precise at 10−13, the discretization error dominates. Depending on the spheroid repartition,

this error can become quite significant. Unfortunately, Wahl et al. [2017] do not mention which spheroid repartition

they use exactly. As shown in the Figure, however, this needs to be clearly specified when deriving Jupiter models

in the context of Juno to verify their validity.

When neglecting the high atmosphere, the calculations are not hampered by any degeneracy due to the first layers

since the densities, which are larger than ρ1bar ≃ 0.17 kg m−3 are well described by the eos. Therefore, the only

errors on the derived quantities of interest come from the discretization errors. As in §3.4.3, we give in Table 3.6

the values of Y ′, Y ′
2 and Mc obtained when matching J2 and J4 in the same conditions. One might notice that

these results are different from the ones in Table 3.5; this is only due to the fact that in Table 3.5 the outer radius is

71492 km, instead of the radius at 1 bar. We checked that if the external radii are consistent, the derived physical

quantities are within the range of uncertainties of §3.4.

The differences from 512 to 1500 spheroids are of the order of 0.3% on the physical quantities. Because of the
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Table 3.6: Same as Table 3.5 when neglecting the high atmosphere.

N Quadratic Cubic

512

Y′ 0.3210 0.3211

Y′
2 0.372001 0.372015

Mc 9.6849 9.6709

1500

Y′ 0.3218 0.3218

Y′
2 0.372098 0.372090

Mc 9.6546 9.6624

Table 3.7: Same as Table 3.6 except that J2 × 106 and J4 × 106 have been changed by ±1 × 10−1. +1-1 means that

we add 1 × 10−1 on J2 and remove it from J4, -1+1 is the opposite.

N Cubic +1-1 Cubic -1+1

512

Y′ 0.3212 0.3225

Y′
2 0.372155 0.372024

Mc 9.5297 9.8015

1500

Y′ 0.3212 0.3225

Y′
2 0.372149 0.372022

Mc 9.5374 9.8053

degeneracy of models leading to the same external gravitational moments (by e.g., changing the pressure of the

entropy jump, the amount of metals, etc..) we do not expect to derive a unique model with such a precision on

the core mass, so, in this context, 512 spheroids can be considered as sufficient to derive accurate enough models of

Jupiter. When using the physical quantities obtained with 512 spheroids in calculations done with 1500 spheroids,

we get an error on J2 × 106 of ∼ 1, 10× Juno error bars. Therefore, even though one can derive a precise enough

model with 512 spheroids, it is highly recommended, as a sanity check, to verify with 1500 whether Juno precision

can be reached with only a slight change of the derived physical quantities.

We still have to evaluate the errors coming from neglecting the high atmosphere. To evaluate the largest possible

uncertainty, we added 1 × 10−1 to J2 × 106 and removed it from J4 × 106. We stress again that this must be

done because the value of both J2 and J4 can not be trusted under the aforederived intrinsic irreducible error of

the method, due to the omission of the high atmosphere, even when fitting to observed values at much higher
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precision. The results are given in Table 3.7. The differences between Table 3.6 and 3.7 show that neglecting the

high atmosphere yields an uncertainty on the physical quantities of a few parts in a thousand, even up to 2 to 3%

on the core mass.

This is the irreducible error of the CMS method when neglecting the levels of the high atmosphere (<1 bar).

An improvement in the precision of Juno cannot change this uncertainty. In that regard, using more than 1500

spheroids would be a second order correction on the method uncertainty.

3.6 Conclusion

In this chapter, we have examined under which configuration the CMS method can be safely used in the context of

the Juno mission. We have first derived analytical expressions, based on a polytropic eos, to evaluate the errors in

the calculation of the gravitational moments with the CMS method in various cases. These analytical derivations

relied on simplifying approximations and thus represent lower limits of the errors. When applied to calculations

based on 512 spheroids, as done for instance in the works of Hubbard and Militzer [2016] these expressions show

that it is not possible to match the Juno’s constraints because of the discretization error. To verify the analytical

calculations, we have developed a code based on the method exposed by Hubbard [2013]. The numerical calculations

confirmed the analytical results and also showed that the external layers of the planet have a huge impact of the

determination of J2 and need to be described with very high accuracy. At first, this appeared to be the biggest

limitation of the CMS method: for a precise evaluation of the gravitational moments of Jupiter, this method re-

quires layers in the high atmosphere smaller than 1 km. However, this implies densities so low that the very concept

of an equilibrium equation of state to describe these layers becomes questionable, while density profiles fit from

observations would not solve this issue (as explained at the end of §3.3.2).

We have shown, with a polytrope n = 1, that one needs a quadratic or exponential repartition of at least 1500

spheroids to reach precise enough values of the moments to match Juno’s constraints, which implies densities of the

order of a few 10−2 kg m−3 for the outermost layers. With such specifications, the CMS method can in principle

reach precisions better than Juno’s uncertainties.

When these calculations are performed numerically with barotropes prescribed from an appropriate eos for the

external layers, the above conclusions were confirmed: the CMS method requires a square, cubic or exponential

spacing of at least 1500 spheroids. None of these calculations, however, was able to get a satisfying description of

the first layers. Indeed, even though each of these individual layers contributes negligibly to J2, a small change in

the density structure of these regions leads eventually to unacceptable changes in the total value of J2. Furthermore,

when fitting J2 and J4, we have shown that the description of these layers leads to a degeneracy of solutions which

hampers the determination of physical quantities such as the heavy element mass fraction or the mass of the core

to better than a few percents.

In order to overcome this issue, Wahl et al. [2017] propose to neglect the high atmosphere and impose the 1 bar

pressure as an outer boundary condition. We have evaluated the errors coming from this assumption, and showed
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that they are of the order of half Juno error bars. In principle, the CMS method with this boundary condition can

thus be applied to derive Jupiter models within the precision of Juno from Bolton et al. [2017], with an irreducible

uncertainty arising from the neglected high atmosphere. This uncertainty is of the order of 0.1 on J2 × 106. The

remaining sources of errors on the physical quantities, however, stem from discretization errors, and 512 spheroids

can give results with a precision of a few parts of a thousand. Considering the degeneracy of models that could fit

with Jupiter’s observed gravitational moments, this can be considered as an acceptable uncertainty. However, we

show that, due to the aforementioned irreducible error of the method, increasing Juno precision will not enable us

to derive more precise models. Therefore, when deriving interior models of Jupiter, it is not realistic to reproduce

the observations of Iess et al. [2018] within their error bars. Quantitatively, the irreducible errors yield global

uncertainties on the physical quantities derived in a model close to 1%.

The conclusion is that the Concentric MacLaurin Spheroid method such as used in HM16 could not satisfy Juno’s

constraints and needed to be improved to derive accurate enough Jupiter model. First, a larger number of spheroids

with a better repartition is mandatory. Second, there is no satisfying solution to safely take into account the impact

of the high atmosphere region above 1 bar. We have shown that imposing the 1 bar radius as the outer boundary

condition, as done in Wahl et al. [2017], is acceptable, although it leads to irreducible errors of a few parts of a

thousand on the derived physical quantities, increased by an eventual discretization error. Although such a precision

can be considered as satisfactory, given all the other sources of uncertainty in the input physics of the model, this

shows that the observations have already reached the maximum precision of the CMS method in its current form.
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Chapter 4

New models of the interior of Jupiter

There was a solid rocky core to the planet, a spherical mass of about ten Earth-sized planets buried

under seventy thousand vertical kilometres of hydrogen, helium and ice, and there were purists who

would call the transition region between that stony kernel and the high-temperature, highpressure

water ice above it the planet’s surface. But you had to be a real nit-picker even to pretend to take

that definition seriously. Beyond the water ice - technically ice [...] but at over twenty thousand

degrees, confusingly hot for the human image of what ice was supposed to be like – came over forty

thousand vertical kilometres of metallic hydrogen, then a deep transition layer to the ten-kilo-klick

layer of molecular hydrogen which, if you were of an especially imaginative turn of mind, you

might term a sea.

Ian M. Banks - The Algebraist

W
ith the method presented in the previous chapter, we are able to construct models of the interior of

Jupiter with precision comparable to what was required from the Juno spacecraft after three orbits (as

we will see in this chapter, this precision is anyway limited by physical uncertainties). The next step is

to understand the physical processes at stake in the interior of the planet, in order to derive structures as physically

motivated as possible, with the observational data as a guide to constrain our structure and not the departure point

of our models.

With almost no observational resources, only the knowledge of the Kepler laws and a small telescope, one can

infer the mass, the radius and eventually the oblateness of Jupiter. From these quantities, a mean density can be

estimated, of the order of 1300kg.m−3. Such a low mean density compared to the pressure that exists in the center

of the planet can only be explained by a composition dominated by light elements, and particularly hydrogen. Al-

though liquid in the interior of the planet, the very low mean density of Jupiter compared to terrestrial planets and

the high extent of the gaseous layers due to the high abundance of hydrogen and helium gave to these planets the

name of "gas giants". This simple view can be pushed a bit forward, but gaining knowledge on the interior of Jupiter

needs further observational and theoretical resources. Therefore, during the twentieth century, the knowledge of

the interior of Jupiter improved step by step with the refinement of observations and theoretical physics, towards

the global understanding of the planet we have nowadays.
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In this chapter, we will present our new models of Jupiter in the context of Juno and Galileo, submitted for revision

in the Astrophysical Journal. We first explain historically what brought us to our current knowledge of the planet

in section 4.1. We then expose the method and the different physical inputs of our models in Section 4.2. In Section

4.3, we demonstrate the need to have several different regions in Jupiter’s interior by exploring different simple

models and showing that they fail to reproduce the observations. In Section 4.4, we show that a locally inward

decreasing abundance of heavy elements in the Mbar region is the favored solution to resolve this discrepancy. We

explore in details the possibility to have such an element distribution.

In Section 4.5, we present our final series of models. We first show that, without the presence of a sharp entropy

increase somewhere within the gaseous envelope, the values of J6 to J10 are too large compared with Juno’s ones,

which implies to invoke an unplausibly large amount of differential rotation. Indeed, a strong entropy increase in

the region of hydrogen metallisation (around 1 Mbar) yields higher internal temperatures, allowing a larger amount

of heavy elements in the central region (§4.5.2). This in turn affects the high order gravitational moments and

enables us to derive Jupiter models which satisfy both the Juno and Galileo observational constraints. We examine

in detail the possible physical mechanisms leading to this type of internal structure and discuss their implications

for the physics of hydrogen pressure ionization. In Section 4.6, we summarize and examine the validity of the major

physical assumptions that have been made throughout this chapter. Section 4.7 is devoted to the conclusion.

4.1 A brief history of Jupiter

In the twentieth century, our understanding of the structure of Jupiter has dramatically improved. This improve-

ment was due to two main reasons: theoretical advances on the physical properties of hydrogen and helium under

Megabar pressures and unprecedented observations of the planet. In 1924, Menzel et al. [1926] carried out the first

survey of Jupiter in a radio band, in a gap of the water spectrum in the Earth’s atmosphere. This work allowed to

measure the effective temperature of Jupiter around 130K. Assuming a grey atmosphere, hence an absorption that

does not depend on the wavelength, one could show that the effective temperature if Jupiter only radiated away

the energy absorbed by the sun would be close to 109K. Necessarily, Jupiter must possess an inner source of power,

which accounts for around 60% of the observed luminosity of the planet: Jupiter alone produces more energy that

it receives from the sun. However, the radio band is a limited observation of the planet, and it was only forty years

later, with infrared observations, that the luminosity excess was linked to an internal source of energy.

During these forty years, many models have tried to couple the mass and radius of the planet, known for centuries,

and the theoretical knowledge in the physics of hydrogen. A few works have had particular importance: in 1938,

Wildt [1938] and Kothari [1938] independently proposed that the giant planets were probably composed of metallic

hydrogen in their deeper layers, which is nowadays a certitude. The review by Öpik [1962] is an interesting read

to grasp the idea of Jupiter at the beginning of the 1960’s. Although a lot of our current knowledge of Jupiter has

already been inferred, there are a few misthoughts led by observational or theoretical limits. On the observational

side, the atmosphere of Jupiter is thought to have a dominant helium composition, in accordance with the high

observed molecular weight. Additional ground and sattellite observations will change that idea in the next decade,

confirming that even the atmosphere of Jupiter is dominated by hydrogen. On the theoretical side, the helium and

hydrogen in the deepest part of the planet are thought to be in the solid state, which are now known to be in a
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liquid state in the interior of Jupiter. Of particular interest is the discussion on how to explain the high amount

of helium in the atmosphere, which sets a theoretical understanding of an erroneous observation. It is a reminder

that a model is only but a representation of a physical object at a given epoch, limited by observations and current

knowledge of the underlying theoretical physics.

A major change happened a couple of years later, driven by the work of Peebles [1964]. Extending on the planetary

model of Demarcus [1958], which was based on a modification on the current equations of state for hydrogen under

the assumption of a cold interior, hence a solid hydrogen-helium interior, Peebles [1964] has shown with the first

extensive use of "electronic-computer" that the interior of Jupiter and Saturn were likely to be hot, hence in a

fluid state, providing constraints on their elemental abundances and first gravitational moments. Motivated by

the recent infrared observations of Low [1965], that allowed to evaluate with certainty the luminosity excess of the

planet, Hubbard [1968] completed the work of Peebles [1964] and have provided a thorough examination on the

heat transfer processes happening in Jupiter. The conclusion, as detailed in chapter 2 section 2.2.2, is of particular

importance and remains to date a strong constraint: most of the interior of Jupiter is convective. Because of the

low thermal conductivity of metallic hydrogen and the strong energy flux that needs to be transported to ensure

the luminosity of the planet, convection is the only viable mechanism. If adiabatic processes were already expected

to be predominant in Jupiter, the work of Hubbard [1968] was the confirmation of their extent and importance in

the planet.

Without a doubt, major change in our understanding of giant planets were brought by the two seminal papers of

Stevenson and Salpeter in 1977 (Stevenson and Salpeter [1977a] and Stevenson and Salpeter [1977b]), which, forty

years later, have still not been exploited to their full potential nor infirmed by later, more numerically and exper-

imentally advanced studies. The first paper, Stevenson and Salpeter [1977a], details all the possible configuration

that can happen in a mixture of hydrogen and helium in the conditions of a giant planet. Of particular importance

is the treatment of demixtion and phase transitions, that can considerably alter the energy or entropy budget of an

hydrogen-helium mixture. The second paper, Stevenson and Salpeter [1977b], applies the obtained phase diagrams

to giant planets. If phase properties are determining the physical structure and evolution of a planet, gravity also

has its influence. As in a glass of water and oil, the two phases separate but the lighter one will always be on top

for stability. This second paper therefore considers the influence of gravity, convection, rain-out, bubble growth and

stability aginst eddy disruption in giant planets for a mixture of hydrogen and helium. Amongst other conclusions,

these papers provide an explanation for the high luminosity of Saturn compared to its present age with the predic-

tion of helium "rains" inside the planet, slowing down the inner cooling.

In the two following decades, the first direct data were obtained. The Voyager and Pioneer spacecrafts flew by

Jupiter a few times, gathering elemental and gravitational observations of the planet, reported in Campbell and

Synott [1985]. With a thorough theoretical work on the equation of state of hydrogen and helium, now known as

the Saumon-Chabrier-vanHorn (SCvH) equation of state (Saumon et al. [1995]), Chabrier et al. [1992] constructed

the first multi layers models of Jupiter and Saturn, able to reproduce the two first observed gravitational moments.

These models comprised two isentropic zones in the planet of separate composition, and a compact core in the center

surrounded by a liquid icy core. These models have been the template for successive models of Jupiter (Fortney
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and Hubbard [2003],Nettelmann et al. [2012], Saumon and Guillot [2004], ...). The observations of Galileo in 1995,

reanalysed by Wong et al. [2004], which sent an entry probe in the atmosphere of the planet confirmed this multi

layers models: the atmospheric helium abundance is 20% smaller than the expected cosmogonic abundance (Anders

and Grevesse [1989] and von Zahn et al. [1998]). In order to ensure that the composition of Jupiter is primordial,

the helium content must increase somewhere inside the planet. Within the framework of these models, Saumon

and Guillot [2004] were able to derive constraints on the heavy elements (defined as everything but hydrogen and

helium) abundance and the mass of the core.

The 2010’s have witnessed another leap in our understanding of Jupiter. Four things happened within a few years:

1. Hubbard [2012] and Hubbard [2013] have detailed a new, much more powerful way to calculate the gravi-

tational moments of a rotating barotrope: the Concentric MacLaurin Spheroid method, as detailed in the

previous chapter. Analysed in Wisdom and Hubbard [2016] and Debras and Chabrier [2018], it is both a sim-

pler concept and a more precise method than the theory of figures that was used thus far (see the extensive

work of Zharkov and Trubitsyn [1978] and the latest upgrade of Nettelmann [2017].

2. New equations of state have been derived. Although the REOS-2 [Nettelmann et al., 2012] and the equation

of state from Miguel et al. [2016] have later been shown to have limitations or errors, the works of Militzer and

Hubbard [2013] and Chabrier et al. [2018] notably have set a new basis for state of the art hydrogen helium

equations of state in planetary conditions.

3. Leconte and Chabrier [2012] have detailed the physical mechanisms that can happen at a region of composition

and entropy change inside a giant planet. Within the framework of double diffusive convection and mixing

length theory (MLT), they have highlighted the possible emergence of layered convection, altering the heat

transport inside the planet and other possible explanation of the luminosity of Saturn [Leconte and Chabrier,

2013]

4. The Juno spacecraft reached Jupiter, and measured the gravitational field of the planet with extreme precision

(Bolton et al. [2017] and then Iess et al. [2018]). This spacecraft also observed the magnetic field (Connerney

et al. [2018]) and the ammonia abundance [Li et al., 2017] as never been done before. These results allowed

for first conclusions on the structure of the planet, showing the need for a diluted core (Wahl et al. [2017]),

constraining the depth of the winds from the odd gravitational moments (Kaspi et al. [2018]) and the strength

of differential rotation from the even gravitational moments (Guillot et al. [2018]).

The work of this thesis is incorporated within this global, thrilling and rapidly evolving environment. As shown

in the previous chapter, a complete study of the method used to derive Jupiter structures was needed and has

been performed in Debras and Chabrier [2018]. More generally, a few questions remain unanswered and one of

the most puzzling is the discrepancy between the observations of Galileo (Wong et al. [2004]) and Juno (Iess et al.

[2018]). The trouble indeed is to reconcile the low value of Juno’s even gravitational moments of order 4 and more,

J4 to J10, and the high value of helium and heavy elements observed by Galileo, YGal and ZGal. The higher the
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order of a gravitational moment, the more sensitive it is to the outermost part of the planet. Hence, the most

important physical parameters to determine the values of J4 to J10, for a given mass and J2, are the abundances of

helium and heavy elements in the external envelope of the planet. Had equations of state not been improved, this

would not be an issue and Jupiter models would only need to be slightly adjusted. However, using state-of-the-art

equations of state, the density of a mixture of hydrogen and helium at 1 Mbar following an isentrope from the

atmospheric conditions of Jupiter is much higher, meaning that the heavy elements abundance must be sharply

decreased. Therefore, it is much more complicated to adjust the density distribution inside the planet to balance

the weight of the outer regions, with high abundance of heavy elements, compared to SCvH equation of state. Our

work, detailed in the rest of this chapter, intends to explain this apparent discrepancy.

4.2 Method

4.2.1 Concentric MacLaurin Spheroids

Our Jupiter models are calculated with the Concentric Maclaurin Spheroid method (Hubbard [2012], Hubbard

[2013]). As demonstrated in the previous chapter, in order to yield valid models, the method must fulfill several

mathematical and numerical constraints, in terms of numbers and spacing of the spheroids and of the treatment of

the outermost spheroids. Accordingly, the spheroids implemented in our calculations are spaced exponentially, their

equatorial radius is λi = 1−(eiβ −1)/(eNβ −1) with N the number of spheroids, i ranging from 0 to N−1, β = 6/N

and the upper atmosphere is neglected1. In this chapter, we seek to examine which kind of model is compatible

with Juno’s observations, providing the difference can be explained by the maximum allowed amount of differential

rotation, i.e. differential rotation penetrating down to 10,000 km (see Guillot et al. [2018] and Kaspi et al. [2017]).

Said differently, we want the uncertainty on the J values obtained for an acceptable model to be smaller than the

one due to this maximum possible level of differential rotation. At this level, we checked that 512 spheroids yield

a sufficient precision and that using 1000 spheroids or changing the β parameter does not significantly affect the

conclusions. Deriving more precise models, fullfilling precisely all Juno’s and Galileo’s constraints with smaller levels

of differental rotation, however, requires at least 1000 spheroids to ensure that the discretisation error is negligible

compared with the other sources of error on the evaluation of the gravitational moments. The various parameters

used for Jupiter throughout this work are the same than in the previous chapter, reported in Table 3.1.

4.2.2 Equations of state

Our models are based on the new equation of state (EOS) for H/He mixture recently derived by Chabrier et al. [2018],

which combines semi-analytical models in the low (molecular/atomic) and high (fully ionized) temperature-density

domains and quantum molecular dynamic (QMD) calculations in the intermediate pressure dissociation/ionization

regime. As shown in the aforementioned paper, this new EOS fullfills all available experimental constraints and

first-principle simulations and, besides pressure, density and temperature, provides the entropy, a quantity of prime

importance in the present context. This EOS, however, is based on the so-called "Additive Volume Law" (AVL),

which does not take into account the interactions between the hydrogen and helium species, neglecting then in

1This implies an irreducible error of the order of 10−7 on J2 and a few 10−8on higher order moments, which is negliglible compared

to the possible impact of differential rotation (Debras and Chabrier [2018], Kaspi et al. [2017])
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particular the non-ideal mixing entropy. As shown in Chabrier et al. [2018], however, the contribution of the H-He

interactions, although small, becomes important for cool entropy values, such as the one characteristic of Jupiter’s

present adiabat. Therefore, we have combined this new H/He EOS with the simulation data points calculated by

Militzer and Hubbard [2013] (MH13) in their available density-temperature domain, characteristic of the hydrogen

pressure ionization regime. By construction, the MH13 simulations do take into account interactions between H and

He species. We recall that the MH13 EOS recovers outside its domain of validity the SCvH EOS, as the Chabrier

et al. [2018] one. As in Miguel et al. [2016], we have first calculated a pure H table by calculating, at each P -T

point:

1
ρMH13

=
XMH13

ρH
+

YMH13

ρHe,New
⇒ 1

ρH
=

1
XMH13

(

1
ρMH13

− YMH13

ρHe,New

)

, (4.1)

SMH13 = XMH13SH + YMH13SHe,New + Smix ⇒ SH =
1

XMH13
(SMH13 − YMH13SHe,New − Smix) , (4.2)

where ρH is the mass density for pure hydrogen, ρMH13 the density derived from MH13 by spline procedures, ρHe,New

the helium density in the Chabrier et al. [2018] EOS, SH the sought pure hydrogen specific entropy, SMH13 the

splined specific entropy from MH13, SHe,New the helium specific entropy in the new EOS, all at the same (P ,T ),

and XMH13 = 0.7534, YMH13 = 0.2466 the mass fractions of hydrogen and helium in the MH13 simulations. Finally,

Smix is the mixing specific entropy defined as:

Smix

kb
=

1
MH,He

[

NH ln
(

1 +
NHe

NH

)

+NHe ln
(

1 +
NH

NHe

)

]

, (4.3)

with NH the number of H particles, NHe the number of He particles, xi = Ni/(NH + HHe) the number frac-

tion of species i (H or He), MH,He = ĀmH the total mass of H+He, Ā =
∑

i xiAi the mean atomic number and

mH = 1.660 × 10−27 kg the atomic mass unit. This "mixed" (Chabrier et al./MH13) pure hydrogen EOS is then

combined with the new pure helium one (Chabrier et al. [2018], Soubiran et al. (in prep)) to obtain a complete

EOS for the H/He mixture at any given helium mass fraction Y . For densities above 500 kg m−3, the pressure

ionization domain in Jupiter, and temperature-pressure conditions relevant for Jupiter, we have verified that the

difference between our mixed EOS and MH13 results is always < 0.5%, which is less than the numerical error in

MH13. It is clear that, even though the MH13 calculations do include the non-ideal H/He mixing entropy, eqns.

(4.1)-(4.3) are based on the AVL mixing equations. The derivation of the pure H EOS is thus not fully consistent

and not entirely satisfactory. Carrying out ab-initio QMD simulations such as in MH13 over a large enough (T, ρ)

domain to provide a consistent H/He EOS covering the required domain for astrophysical applications for various

values of Y (as required to derive Jupiter interior models), however, remain illusive with present day computer

capacities. The present derivation is thus the best, or least bad possible way to somehow take into account the

impact of H-He interactions on the thermodynamic quantities of the mixture, notably in the important Mbar region.

For the heavy elements in the H/He rich envelope, composed essentially of volatiles (H2O, CH4, NH3), we use a

recent EOS for water, based on QMD simulations at high density (Licari [2016], Mazevet et al. [2018]). Here also,

this EOS has been shown to adequately reproduce available Hugoniot experiments [Knudson et al., 2012]. Given the

small number fraction of CH4 and NH3 compared with H, He and even H2O, we do not expect the assumption to
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generically treat all the volatiles with the water EOS to be consequential on the results. When considering a diluted

core, we combine the above water EOS with the the Sesame "drysand" one [Lyon and Johnson, 1992] to take into

account additional heavy elements such as silicates and iron. Finally, when including a central compact core, we use

a 100% "drysand" EOS. We verified that using e.g. an EOS for pure iron instead of the drysand one for this region

does not make noticeable difference. Note that ab initio simulations have shown that, under the characteristic

temperature and pressure conditions typical of Jupiter deep interior, water is in a liquid state and is fully soluble in

metallic hydrogen [Wilson and Militzer, 2012a]. Similarly, solid SiO2 and MgO, representative examples of plane-

tary silica and rocky material, are also found to be soluble in H+ under similar conditions (González-Cataldo et al.

[2014], Wilson and Militzer [2012b], Wahl et al. [2013]). These thermodynamic considerations, in passing, support

a core erosion for Jupiter typical central conditions.

As shown by Soubiran and Militzer [2016], the inclusion of heavy elements in a H/He/Z mixture under Jupiter-like

internal temperature and density conditions can be performed with the AVL providing we use an effective volume

(density) for the heavy species. In the completely dissociated limit, H2O→2H+O, we verified that, when calcu-

lating the volume of O by using the AVL approximation from a combination of our water and pure (Chabrier et

al./MH13) H EOS’s, respectively, we recover Soubiran and Militzer [2016] effective volumes for O within at most a

few percents. Given oxygen low number abundance in Jupiter, such a difference is well acceptable. Although the

abundance of oxygen w.r.t. H becomes more important in the diluted core (at high pressure and temperature),

Soubiran and Militzer [2016] showed that for high pressure and temperature the effective volume of a species in the

mixture is equal to the volume of the pure species, a limit we indeed recover. In other words, our water EOS can be

safely used as the equivalent of a combined H+O EOS calculated with Soubiran and Militzer [2016]’s effective AVL

in the 2H+O (high pressure) dissociated domain. This water EOS, as representative of volatiles in Jupiter, can thus

be used throughout the entire T -ρ domain from Jupiter’s atmosphere to the center. Jupiter models using an other

water EOS must verify this important point. Indeed, as shown by Soubiran and Militzer [2016], using an EOS for

H2O which yields a volume for O in the H/He/O mixture different from the effective one found by these authors can

yield errors larger than several percents on the density, a consequential issue when trying to fullfill Juno’s constraints.

For H/He/Z mixtures, our EOS are then combined at each given (P, T ) point throughout the AVL:

1
ρ

=
1 − Zwater − Zdrysand

ρH,He
+
Zwater

ρwater
+
Zdrysand

ρdrysand
at (P, T ) = constant, (4.4)

where ρH,He, ρwater and ρdrysand are the densities of the H/He mixture, water and drysand, respectively, and

Zwater = Mwater/M , Zdrysand = Mdrysand/M the mass fractions of water and drysand, respectively, with M the

mass of the planet. Note that the accuracy of the AVL for the hydrogen/water mixture under the relevant conditions

for Jupiter interior has been verified with QMD simulations Soubiran and Militzer [2015].

Given the small number fraction of heavy elements compared with H and He, the P and T used to calculate the

densities in the H/He/Z mixture are the ones obtained with the H/He mixture only. Similarly, the entropy of heavy

elements can be neglected (see Soubiran and Militzer [2016]) and even when their mass fraction becomes Z & 0.2,

they affect the total mixing entropy by at most 2%, which represents a few per thousands of the total entropy.

Moreover, this occurs only in the deepest part of the planet, with little impact of the gravitational moments. Hence,
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the total entropy is evaluated as the entropy of a pure H-He mixture with effective hydrogen and helium mass frac-

tions Xeff = X/(1 − Z) and Y eff = Y/(1 − Z), respectively, with Xeff + Y eff = 1, and X = MH/M , Y = MHe/M ,

and Z = MZ/M = Zwater + Zdrysand.

4.2.3 Galileo constraints on the composition

For the outer element abundances, the observations of Galileo give

YGal

(XGal + YGal)
= 0.238 ± 0.005,

ZGal = 0.0167 ± 0.006,

where XGal and YGal are the observed mass abundances of hydrogen and helium, respectively. ZGal is the abundance

of heavy elements in the high envelope measured by Galileo, but the real abundance of heavy elements should be

larger. This implies that YGal and XGal are only defined relatively to each other and that XGal + YGal + ZGal can

be larger than 1 in the planet. In all the following models1, except if stated otherwise, we impose the external

atmosphere to have helium and heavy element mass fractions:

Yext = 0.23

Zext = 0.02,

which corresponds to Yext/(Xext + Yext) = 0.2347.

As just mentioned, this Z value is most likely a lower limit for the heavy element content in the external envelope

of Jupiter (see §4.5.2 for a detailed exploration of this issue). Forgetting Galileo’s constraints, i.e. reducing the

observed amount of heavy elements, drastically reduces the constraints on the models and allows the derivation

of a large range of models compatible with Juno’s data. Relaxing these constraints thus drastically simplifies the

calculations of valid models consistent with only Juno’s observations. Such simplifications, as done in all recent

studies (Guillot et al. [2018], Wahl et al. [2017], except when using an ad-hoc modification of their EOS), however,

can hardly be justified (see §4.6).

4.3 Simple benchmark models

In this section, we show that traditional homogeneous, adiabatic 2 or 3 layer interior models for Jupiter are excluded

by the new observations and that the planet must consist of several different regions.

4.3.1 Homogeneous adiabatic gaseous envelope

We first calculate an isentropic model, composed of one homogeneous convective isentropic gaseous envelope and a

spherical compact core of constant density. The helium fraction in the convective envelope is fixed to the protosolar

value, Ȳ /(X̄ + Ȳ ) = Y⊙ = 0.275 (see e.g., Anders and Grevesse [1989]), and the total heavy material content (only

water in the present model for sake of simplicity) is determined to obtain the correct mass of the planet. This
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model reproduces the J2 observed value within 10−7, the maximum intrinsic precision of the CMS method [Debras

and Chabrier, 2018]. The J4 and J6 values are compared to Juno’s ones in Figure 4.1 under the labels "Isentrope".

The differences between the observed and calculated values for these moments are about 3% and 6%, respectively,

well above any numerical source of error.
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Figure 4.1: J4 ×106 vs J6 ×106 for different models (see text) and Juno’s values [Iess et al., 2018] with the error bars

too small to be seen on this Figure. The shaded area correspond to the uncertainty on the graviational moments

arising from differential rotation shallower than 10000 km, as evaluated by Kaspi et al. [2017].

The only possibility to reconcile the observed and theoretical values would be the presence of strong differential

rotation affecting the calculation of the gravitational moments, not implemented in the CMS calculations. However,

the results of Kaspi et al. [2017] show that with various flow profiles extending more than 10000 km within the

planet, the change in J4 is at most 0.7% (see their Figure 4). Furthermore, the study of Cao and Stevenson [2017]

excludes such a deep differential rotation.

• This yields the first robust conclusion: Jupiter’s interior is not isentropic.

4.3.2 A region of compositional and entropy variation within the planet

The next step in increasing complexity is to change the composition, then the entropy, somewhere in the planet.

There are two physically plausible domains: a diluted core extending throughout a substantial fraction of the

interior and/or a region of either layered convection, hydrogen metallisation or H/He phase separation somewhere

within the envelope.

Two possible locations

A diluted core or a region of layered convection further up in the planet can emerge during the evolution of

the planet or can be inherited from the formation process (see e.g. Stevenson [1985], Chabrier and Baraffe
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[2007] and references therein, Helled and Stevenson [2017]) and is characterized by a compositional gradient

∇µ = (∂µ/∂r) ∝ ∇Z = (∂Z/∂r), thus an entropy gradient ∇S = (∂S/∂r). For hydrogen metallisation, 1st-

principle numerical simulations suggest it could occur through a first-order phase transition (usually denominated

plasma phase transition, PPT, or liquid-liquid transition, LLT) in a domain Pc ∼ 1-2 Mbar, for temperatures below

the critical temperature T ≤ Tc ≃ 2000-5000 K (Morales et al. [2010] , Lorenzen et al. [2011], Morales et al. [2013b],

Knudson et al. [2015], Mazzola et al. [2018]). Experiments on liquid deuterium, D2, seem to be consistent with

these figures, even though significant differences still persist between various experiments (see e.g. Knudson et al.

[2015], Celliers et al. [2018]). Until this issue is resolved definitively, an entropy discontinuity, ∆S, due to hydrogen

pressure ionisation in Jupiter can thus not be excluded.

In a similar vein, H/He phase separation, also a first-order transition, will also yield an entropy discontinuity, pro-

viding the local temperature is lower than the critical one for the appropriate He concentration (see below). Last

but not least, a regime of double-diffusive layered convection could develop somewhere within the planet interior,

triggered either by one of these two transitions (or by any phase separation involving some heavy component in-

soluble in metallic hydrogen) and/or simply by a local compositional gradient [Leconte and Chabrier, 2012]. Phase

transitions, indeed, notably endothermic ones, are suspected of enforcing layered convection, for instance in the

Earth’s mantle (Schubert et al. 1975, Christensen and Yuen [1985]). The physical reason is the release of latent heat

at the transition, which leads to thermal expansion and temperature advection which tend to hamper convection.

It is interesting to note that, due essentially to the larger entropy in the plasma phase than in the molecular one,

a PPT is an endothermic transition, i.e. dP/dT < 0 along the transition critical line, according to the Clausius-

Clapeyron equation, dP/dT ∝ −∆S/∆ρ. As for the H/He immiscibility, ab initio simulations, while still differing

substantially, seem to suggest a critical temperature for xHe = 0.08 in the range ∼ 2000-8000 K for P & 1 Mbar

(100 GPa), with a weak dependence upon pressure in the T, P domain relevant for Jupiter, suggesting dP/dT ∼ 0

for the protosolar helium value (Lorenzen et al. [2009], Morales et al. [2009], Morales et al. [2013a]) (see Fig. 13

below).

The entropy variation in the gaseous envelope could then occur either within a region of layered convection due to

compositional gradients [Leconte and Chabrier, 2012] or because of either a PPT or a H/He phase separation (see

Stevenson and Salpeter [1977a] or Chabrier et al. [1992]). Needless to say, not only these three physical processes

are not exclusive but they are likely to be tightly linked and thus to take place in the same more or less extended

hereafter denominated "metallization boundary region" near the Mbar.

Continuous or sharp entropy variation

Following up on the above discussion, we examine two types of entropy variation. Either (i) a gradual (continuous)

one, δS, only due to a change in composition (∇Y,∇Z, see §4.2.2) over a more or less extended region. Such a

continuous entropy change is expected from core dilution/erosion and/or weakly super adiabatic layered convection

(see §4.6). Or (ii) a sharp entropy variation, hereafter denominated ∆S for identification, due to a first-order

transition or a strongly super adiabatic layered convection.

• In the case of the models with a diluted core, we consider two possibilities: either (i) a jump in composition
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between two spheroids in the CMS method at the core-envelope boundary, and thus two isentropic zones in the

planet, namely the outer gaseous envelope and the inner diluted core, or (ii) a gradual change of composition, thus

of entropy throughout the core. In this latter case, we just consider that P , T at the limit between two spheroids

are constant but that Y , Z, S increase from one spheroid to the next one as a constant piecewise radial function.

In both cases, the change of entropy can be either gradual or sharp, as mentioned above. In all cases, the total

helium content in the planet is the protosolar value, Ȳ /(X̄ + Ȳ ) = Y⊙ = 0.275. In these calculations, we allow the

diluted core to extend up to 75% of the planet’s radius (about P ∼ 3 Mbar), for sake of exploration.

In the case of a diluted core unstable to double diffusive behaviour, Moll et al. [2017] showed that a central seed

could survive to erosion longer than the lifetime of Jupiter. The fact that, under Jupiter central T and P conditions,

iron and silicates are under a solid form (see e.g., Musella et al. [2018]) tends to favor the presence of such a central

seed. We thus consider the presence of a compact core at the very center of the planet.

• For the entropy variation within the gaseous envelope, with or without central compact core, we have proceeded

similarly by considering either a gradual or an abrupt change in composition at the metallisation boundary, extending

between at most 0.1 and 3.0 Mbar. In case of a gradual (continuous) change, which implies a continuous molecular

H2 to metallic H+ transition and no H/He phase separation, the smooth change in entropy is simply due to a

composition change (see eqns. (2)-(4)). In case of a first order molecular-metallic transition, the abrupt change in

entropy ∆S is given by the Clausius-Clapeyron relation:

∆S
∆(1/ρ)

=
dPc

dT
, (4.5)

where Pc denotes the critical pressure of hydrogen metallisation. Analytical calculations suggest that the entropy

jump along the critical line is about ∆S ≃ 0.5 kB/proton [Saumon and Chabrier, 1992]. However, given the lack of

exact determination, ∆S will be used as a free parameter, discretized over a certain number of spheroids.

In case of a diluted core alone with weak layered convection, continuous H2-H+ transition and homogeneous H/He

mixture in the envelope (no PPT or H/He separation), since the average helium content must be protosolar, the

only free parameters are (i) the gradual change in heavy element abundance, δZ, thus δY and δS, (ii) the pressure

range within which this change takes place, and (iii) the piecewise function of pressure describing this change.

Somehow, these 3 parameters determine the gradients of entropy and composition in the region of concern. In

models considering a first order transition in the hydrogen metallisation boundary or a strongly super adiabatic

layered convection, the entropy jump ∆S is also a free parameter, as mentioned above.

The two types of models with entropy and compositional changes either in the central region or in the gaseous

envelope, are illustrated schematically in Fig. 4.2 and the obtained J values are given in Fig. 4.1. For the models

with a change of composition in the gaseous envelope, the typical values of J4 and J6 for a gradual increase δS and

a sharp increase ∆S are plotted under the labels ’Gradual’ and ’Sharp’, respectively. As seen, smooth increase or

a jump in composition yield similar results and the important parameter is the corresponding change in entropy.

For the models with a change of composition in the central region, the size of the diluted core, somehow related to

the entropy change and the repartition of heavy elements with depth (gradual increase or jump in composition) is
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the determinant parameter. The labels ’Diffused core small’ and ’Diffuse core big’ represent diffuse cores extending

up to the 10 and 3 Mbar region, i.e. ∼ 50% to 75% of the radius, respectively, and roughly bracket the range of

accessible values in the J4 − J6 plan with this type of model.

In all cases, none of these two types of models, whatever the type of change of composition and entropy, sharp or

gradual, was found to be able to yield J4 and J6 values sufficiently close to the observed ones (labeled ’Juno’) to

be explained by differential rotation or deep winds.

Another "simple" possible interior structure model is the one suggested by Leconte and Chabrier [2012]: the entire

planet would be made of alternating convective and diffusive layers. However, it is known that the large scale

dipolar magnetic field of Jupiter is not a fossil one but is due to a dynamo action. Even though dedicated numerical

simulations are needed to explore this issue, it seems difficult to generate such a field in the absence of a large

enough convective zone within the planet (see §4.6). Leconte and Chabrier [2012], however, pointed out that this

entire double-diffusive interior model for Jupiter could be replaced by a model with a localized double-diffusive

buffer in the envelope, surrounded by large scale convective envelopes (see their §4.3), similar to the type of model

explored above, which is found to be excluded. We will return to this point in §4.5.2 and 4.6.

This yields the following conclusions:

• Conclusion 1: The first conclusion of this section is that models of Jupiter displayed in Figure 4.2(a) and

4.2(b) cannot fulfill both Juno and Galileo observational constraints. One needs a mix of these two types of

models: Jupiter is at least composed of an envelope split in two parts (an outer molecular/atomic envelope

with Galileo element composition and an inner ionized one) separated by a region of compositional change,

and a diluted core extending throughout a significant fraction of the planet. A compact core can also be

present at the center of the planet.

• Conclusion 2: Another key result of the analysis carried out in this section is that, in the absence of a sharp

entropy increase ∆S, typical models of Figure 4.2(a) cannot even reproduce the J2 value of Jupiter if the

inner envelope has a larger amount of heavy elements than the outer one. Therefore, either ∆S must be

substantial (an issue explored in §4.5) or the heavy element content must decrease with depth in the outer part

of the planet. This local decrease of Z is balanced by an increase of Y so that the density (and the molecular

weight, see §4.6), of course, increases with depth. As mentioned in the introduction, one of the most stringent

constraints on the models are the Y and Z values observed by Galileo, which are surprisingly high for the

observed values of the high order gravitational moments. A local inward decrease of the metal content in some

region of the planet’s gaseous envelope appears to be the favored solution to resolve this discrepancy. This is

examined in detail the next Section.

It is essential at this stage to stress the crucial role played by the H/He EOS. Using the SCvH EOS, Chabrier

et al. [1992] and subsequent similar models, which fullfilled Galileo and Voyager observational constraints, could

relatively easily fullfill as well the Juno ones. This is entirely due to the SCvH EOS (or, similarly, the R-EOS one

[Nettelmann et al., 2012], see Fig. 11 of Militzer and Hubbard [2013] or Fig. 27 of Chabrier et al. [2018]): for a
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given entropy, this latter has a lower density (pressure) in the ∼Mbar region than our new EOS, enabling a larger

amount of heavy element repartition in Jupiter interior, relaxing appreciably the constraints on possible models.

The constraints become much more stringent with stiffer, state-of-the-art EOS’s.

Y1
 = 0.23

95-75% RJ

15% RJ

Compact core, Z=1

0.1-3 Mbar

40 Mbar

Z1 = 0.02 S1 = 7.1 kB/e -

3500 - 7000 K

(a)

60%<r<75% RJ

10% RJ

Compact core, Z=1

3<P<10 Mbar

40 Mbar

Y1 = 0.23

Z1 = 0.02

S1 = 7.1 kB/e
-

(b)

Figure 4.2: Simple structures of Jupiter with an internal entropy variation either in the envelope (left) or in the

core (right) (see §4.3.2). None of these models can match the observations of both Juno and Galileo.

4.4 Locally inward decreasing Z-abundance in the gaseous envelope

4.4.1 Inward decreasing abundance of heavy elements in some part of the outer

envelope

Two physical processes can lead to a locally decreasing abundance of heavy elements with depth in Jupiter’s outer

envelope, i.e. a locally positive gradient ∇Z > 0: a "static" one, based on thermodynamic stability criteria, and a

"dynamic" one, which involves non-equilibrium processes. For sake of completeness, a third, more "exotic" process,

involving external events, is also discussed.

Thermodynamic stability

Salpeter [1973] and Stevenson and Salpeter [1977a] (see also Stevenson [1979]) suggested the occurence of helium

differentiation in giant planet interiors, either in the same or in a different region that the H2-H+ pressure met-

allisation of hydrogen. These authors suggested that minor constituents, namely the heavy elements, could suffer

differentiation in a similar or even larger way as helium. Unfortunately, phase diagram calculations of two or

more components under the typical relevant conditions for Jupiter (about 1 Mbar and 5000 K) are scarce, or even

inexistent, so finding out which element, under which molar concentration, prefers the H+-rich or He-rich phase
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remains to be determined. The only existing study is the one by Wilson and Militzer [2010]. Ab initio simulations

by these authors suggest that Ne association with He is thermodynamically favored, while the opposite is true

for Ar, which is found to be more soluble with H+. The underlying physical reason is the argon atom additional

electron shell which increases its effective volume with respect to He due to the Pauli exclusion principle. If this

explanation is correct, Kr and Xe should likewise be soluble in metallic hydrogen, which is consistent with their

observed nondepletion in Jupiter’s atmosphere.

It is indeed intuitively appealing to think that in case some species, Zi, is pressure ionized, it might become im-

miscible with neutral helium, as for H+/He, due to the strongly repulsive pseudo-potential, as in the case e.g. of

alkali metals [Stevenson, 1979]. For some element (atom or molecule) to differentiate in the midst of some mixture,

one needs its interaction energy in the mixture, typically the molecule or electron binding energy, to be larger

(in absolute value) than the ideal mixing entropy, −kB T ln xZ . Since the most abundant heavy elements have a

number fraction xZ ≃ 0.1%, this yields near the metallization boundary, ∼ 5000 K, |Eb| & 0.5 eV, a condition

rather easy to fullfill. As mentioned above, all heavy elements, however, do not necessarily behave similarly. As

shown by Wilson and Militzer [2010], heavy noble gases, indeed, are more likely to form compounds (Hyman [1964]

Blackburn [1966]), suggesting that species like neon, acting like helium, and argon, have a different behaviour in

the H+/He mixture.

In case of element differentiation, according to the Gibbs phase rule, xII = xI exp{−∆G(P, T )/kbT}, where xi

denotes the number abundance of a given species in phase I or II (H+-rich/poor, conversely He-poor/rich in the

present context) and ∆G is its excess mixing enthalpy in the mixture, the differentiation of a given heavy element

can be similar or opposite to that of helium, yielding an increasing (resp. decreasing) abundance with depth in

the former (resp. latter) case. In all cases, this yields a gradient of abundance ∇Z within some part of the planet

envelope, with ∇Z > 0 for some heavy elements.

If H-He immiscibility, leading to a depletion of helium in the outer envelope, is triggered by the metallisation of

hydrogen, the fact that hydrogen metallisation in a H/He mixture is found to occur at lower pressures with de-

creasing helium fraction (e.g. Mazzola et al. [2018]) implies that the pressure range of immiscibility will extend

with time because of both the planet’s decreasing internal temperature and the decreasing abundance (depletion) of

helium in the upper layers. The region of immiscibility can thus be relatively broad in Jupiter’s interior, depending

on when it started. Note in passing that, if H/He differentiation occurs and is at least partly responsible for the

redistribution of heavy elements in Jupiter’s envelope, this excludes the H/He diagrams suggested by Morales et al.

[2009] and Schöttler and Redmer [2018] which predict no immiscibility within present Jupiter. This point will be

discussed in detail in §4.6.1.

Upward atomic motions

As explored thoroughly by Stevenson and Salpeter [1977a] in the case of a first-order hydrogen pressure ionization

(PPT) and a H/He phase separation occuring in the same region, the following process might occur. At the onset

of hydrogen metallisation, characterized by a pressure P+, latent heat release will lead to the superposition of a
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overheated (resp. supercooled) H+-rich (resp. H2-rich) layer, thus less (resp. more) dense than the surrounding

medium, underneath (resp. above) the metallization boundary (see Fig. 2 of Stevenson and Salpeter [1977a]).

Under such conditions, nucleation of bubbles might occur. Concomitantly, He atoms will differentiate from H+.

If such H+-rich/He-poor bubbles form, they will absorb heat by thermal diffusivity and will be lighter than the

surrounding gas. The bubbles will then rise by buoyancy, up to a pressure P less than the metallisation pressure,

P < P+. They will then break and H+ will recombine to form H2, depleting little by little the upper envelope in He

by mixing this convective region with H+-rich bubbles while enriching the lower envelope in He. Consequently, the

heavy elements which, for chemical and/or thermodynamic reasons, have a preference for these H+-rich/He-poor

bubbles, rather than for the He-rich/H+-poor surrounding medium, will be transported upwards and be depleted

little by little in the deep envelope whereas the opposite will be true for species favoring association with helium

atoms. Somehow, this is similar to an ongoing distillation process in the sense that the redistribution of elements

arises from a physical separation rather than a chemical reaction and mass is not locally conserved underneath

the uppermost convective envelope. This occurs only if the heavy elements do not affect significantly the density

of the bubbles, which must remain lighter than the surrounding gas. In the typical conditions of Jupiter’s outer

envelope, there are about 500 times more atoms of hydrogen than of heavy elements. Therefore, for a typical atomic

weight ratio ĀZ/AH ∼ 15/1 (average between C, N and O atoms), such a process is possible. Heavier molecules

(such as iron) being even more rare compared to H, gravitational considerations are still consistent with this scenario.

Such a scenario has further theoretical support. First, noble gases have been known to be almost insoluble in

metals since the end of the 19th century (Ramsay and Travers [1897] or Blackburn [1966] for a review, and Wilson

and Militzer [2010] for the case of neon and argon). On the other hand, at high pressure, hydrogen can form

complex polyhydrides molecules very efficiently, with many different atoms (sulfur, lithium, sodium, iron, ...; see

e.g. Ashcroft [2004] or Pépin et al. [2017]). Therefore, at metallisation, non inert heavy elements tend to form

polyhydrides within metallic H+-rich bubbles. If, as discussed above, the density of these bubbles is less than the

one of the surrounding gas, these heavy elements will be transported upwards, enriching Jupiter’s outer envelope

while depleting the inner one. One of the unknowns in this process is the impact of temperature upon the formation

of polyhydrides, only probed experimentally so far up to ∼ 1500 K [Pépin et al., 2017] while, assuming an isentropic

profile from the P = 1 bar down to P ≃ 0.5 Mbar, about the onset of metallisation, the temperature is T ∼ 4500K.

Further numerical or experimental work on the formation of polyhydrides at high pressures and temperatures would

help assessing the validity of this process.

Concomitantly with hydrogen metallization, and the formation of polyhydrides, we also expect reduction-oxydation

(redox) reactions to occur. The loss of its 1s electron at hydrogen metallization makes H+ prone to react with

other heavy elements through electron transfer. The H+ bubbles could then trap e.g. N, O or other elements,

participating also to en enrichment (resp. depletion) of these elements in the upper (resp. lower) envelope.

As shown by Stevenson and Salpeter [1977a], we recall that bubble nucleation requires dynamical motions, such

e.g. as gravity waves, upward plume penetrations etc... along the ionization critical line. In the absence of such

variations, the amount of overheating due to a PPT would be insufficient to yield homogeneous nucleation. In that

case, or in the absence of PPT within Jupiter’s envelope, even though He-rich dropplets can still form and drown
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if H/He differentiation occurs, no upward motion of heavy element takes place and the enrichment of the upper

envelope can only be due to the type of phase diagram discussed in §4.4.1.

We can try to assess more quantitatively this upward transport of heavy elements, if it occurs. As will be shown in

§5 (see Fig. 4.5), in our most favored models, the diluted core extends up to about 65% of the planet’s radius and

the outer envelope, including the region of composition change, extends from R & 0.8 × RJ upward. Denominating

Ybubble the He mass fraction in the bubbles before they disolve in the upper convective envelope, and given the fact

that in this latter Yext = YGal = 0.238, today external envelope is composed of a fraction α of the helium initial

protosolar value Y⊙ = 0.275:

0.275α+ Ybubble(1 − α) = 0.238 ⇒ Ybubble =
0.238 − 0.275α

1 − α
. (4.6)

Necessarily, Ybubble < 0.238 and is expected to be much smaller because of helium strong diffusivity [Stevenson

and Salpeter, 1977a]. This also implies α < 0.238/0.275 = 0.87 in order to have Ybubble > 0. As will be shown

below, the mass of the outer envelope, R ≥ 0.8 × RJ, is of the order of 57 M⊕ while the one of the inner envelope,

Rcore ≈ 0.65 × RJ < R < 0.8 × RJ, where Rcore is the upper limit of the diluted core, is about 137 M⊕. The total

mass transported upwards by the bubbles is thus Mup = (1 −α) × 57 M⊕, with a helium mass fraction Y = Ybubble.

If a mass MZ of heavy elements is trapped in the bubbles, which by mass conservation corresponds to the depleted

mass of heavy elements in the inner envelope, the mass fraction of metals in the bubbles is Zbubble = MZ/Mup. The

global balance thus yields: Zbubble = MZ/[57(1 − α)].

As an example, let us take an initial protosolar heavy element composition, Z ≈ 0.02, in both envelopes. In that

case, the inner envelope is thus composed of MZ ≈ 0.02×136 = 2.72 M⊕ of heavy elements. Significantly decreasing

the metal content underneath the metallization region thus requires to transport upwards about 2 M⊕ of heavy

elements, yielding

Zbubble =
0.035
1 − α

. (4.7)

At R = 0.8 RJ, the isentropic external condition yields P ≃ 2 Mbar, T ≃ 6500 K. For these values, the H/He and

water EOS’s give for the densities of hydrogen, helium and heavy elements (assumed here to be mostly water for

sake of simplicity): ρH = 850 kg m−3, ρHe = 2060 kg m−3 = 2.42 ρH and ρZ = 5084 kg m−3 = 5.98 ρH considering a

pure oxygen atom with its effective volume, as explained in §4.2. According to the AVL and Eqns.(4.6)-(4.7), the

density of the bubble is then:

1
ρbubble

=
1
ρH

(

1 − (Ybubble + Zbubble)
1.0

+
Ybubble

2.42
+
Zbubble

5.98

)

α = 1 − 0.00749
0.838 − ρH/ρbubble

. (4.8)

For a protosolar He and Z composition, Y⊙ = 0.275, Z⊙ = 0.02, the density at this (P, T ) point is ρ = ρ⊙ =

1038 kg m−3 = 1.22 ρH. In order for the bubble to rise, we need ρbubble < ρ⊙ and, in order to ensure that 0 < α < 1,

the above equation implies a minimum density: 0.838 − ρH/ρbubble > 0.00749, which gives ρbubble > 1.204 ρH .
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We then get as a final balance of the upward motions of H+-rich/He-poor bubbles: 1.204 ρH < ρbubble < 1.22 ρH ,

which yields 0 < α < 0.62, 0.035 < Zbubble < 0.09 and 0.178 < Ybubble < 0.238. Note that Stevenson and Salpeter

[1977a] verified that such bubbles can rise fast enough to circumvent convective motions.

These calculations are obviously very approximate and should be taken with due caution, but show that upward

motions of bubbles in a region of H+/He immiscibility in the vicinity of a PPT is a plausible process to enrich

Jupiter’s outer envelope in heavy elements. We see that, even though the range of change for the density is quite

small (about 1%), it corresponds to a significant range of change for Ybubble and Zbubble. Most importantly, it

shows that Jupiter’s today outer envelope composition can be a mixture of a primordial envelope and a process of

rising bubbles, composed of less than . 60% of the primordial helium fraction with a significant increase of heavy

element. With the above estimates, the upper envelope would be roughly composed (in mass) of 23.3% of helium

and 5% of (water-like) heavy elements, and the lower envelope of 29.5% of helium and 0.5% of water.

The present analysis provides a plausible explanation for the observations of Galileo (see Wong et al. [2004]) that

indicate that today real ratio of heavy elements to the protosolar value in the upper envelope of Jupiter could

be as high as Z/Z⊙ > 2.5. This enriched (resp. depleted) abundance of heavy elements in Jupiter’s upper (resp.

lower) envelope can thus be explained by dynamical differentiation at the onset of hydrogen metallization and H/He

phase separation in the planet. However, for the afore "rising bubble" process to take place, this requires hydrogen

molecular-metallic transitions to occur through a first-order transition, leading to a local release of latent heat. As

mentioned in §3.2.1, although a PPT is indeed found in some modern ab initio numerical simulations, its critical

temperature remains to be determined precisely, being predicted within the range 2000 . Tc . 5000 K for a critical

pressure 1 . Pc . 2 Mbar. Interestingly enough, a critical temperature Tc ≃ 5000 K around ∼ 1 Mbar would

be consistent with a PPT in the outer part of Jupiter. In the absence of a PPT in the envelope, H+/He phase

separation can possibly still occur but the outer observed oversolar abundance of heavy elements can not be due to

upward bubble motions. Phase separation of these elements with He, as discussed in §4.4.1, will thus be the favored

explanation.

Accretion

Finally, the overabundance of heavy elements in Jupiter’s upper envelope can have a third explanation, namely

one or several giant impacts [Iaroslavitz and Podolak, 2007] or, similarly, ongoing accretion of planetesimals (e.g.,

Bézard et al. [2002]). This scenario, however, implies that global internal convective motions must be inhibited

somewhere in Jupiter, preventing the extra accreted material to be redistributed homogeneously throughout the

planet. Indeed, a global Z abundance throughout the planet equal to the Galileo value would yield low-order

gravitational moments inconsistent with observations. If convection inhibition is due to H/He immiscibility, this

latter must already have started when the external event took place. This in turn puts an important constraint on

the H/He phase diagram, notably on the critical P, T values for xHe = 0.08, Jupiter helium protosolar concentra-

tion. If inhibition is due to hydrogen metallization, it implies that this latter must be a 1st-order phase transition

(yielding an entropy jump). Convection can also be inhibited by the onset of double diffusive convection, either

as an enhanced diffusive process (oscillatory convection) or, more likely under the present conditions, as layered

convection, a process indeed possibly triggered by extensive planetesimal accretion (e.g. Stevenson [1985], Chabrier
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and Baraffe [2007] and references therein).

We can estimate the amount of accreted heavy material. Assuming, as in the previous section, that the external

envelope extends down to ∼ 80 × RJ , with an average density ρext = 450 kg m−3 to obtain a mass of ∼ 57 M⊕, the

"enriched" mass of heavy elements in this envelope, Mexcess, compared to the protosolar value is roughly (assuming

sphericity and a primordial protosolar composition):

Mexcess ≈ 4π
3
ρextR

3
J(1 − 0.83)(ZGal − Z⊙). (4.9)

To explain the Galileo value, ZGal ≃ 2.5 × Z⊙, the impact embryo (or the sum of the planeteismals) must have a

mass Mexcess ≈ 1.5 M⊕, a significant but not unplausible value.

4.4.2 Constraints from the evolution

To be considered as plausible, our models with a region of locally inward decreasing abundance of heavy elements

must be consistent with what is known of Jupiter’s long term evolution. If, as expected, Jupiter formed through

core accretion [Pollack et al., 1996], the primordial abundance of heavy elements in the planet should be increasing

with depth (see Fig.4.3). As explored by, e.g., Leconte and Chabrier [2013], Vazan et al. [2018], the differential

core-envelope cooling of the planet leads to a redistribution of heavy elements with time, yielding an increasing

heavy element content in the gas rich envelope. To explain our ∇Z > 0, a physical process must have inhibited con-

vection within the envelope and prevented a homogeneous redistribution of elements. Three possibilities have been

discussed in the previous subsections: 1st order metallisation, immiscibility and accretion. We examine whether

they are compatible with the evolution of the planet.

If a first order metallization (PPT) stopped the convective motions, our discussion on the bubbles in §4.4.1 shows

that it is possible to deplete the inner envelope and enrich the outer one. This would be in adequation with any

evolutionary scenario.

In the case of immiscibility between hydrogen and helium the discussion of §4.4.1 shows that the outer envelope will

lose part of its helium content because of H/He phase separation and the onset of helium sedimentation (Stevenson

and Salpeter [1977a]). The enrichment in Z = MZ/M in the outer envelope is at least partly due to the mass

decrease in this region. In contrast, since the mass of the inner envelope is much larger than the one of the outer

envelope (as confirmed in §4.5), the increase of mass of the inner envelope will not dilute significantly the heavy

element content: the decrease of Z in the inner envelope is thus necessarily much smaller than its increase in the

outer envelope. More importantly, in order to obtain a locally steep enough gradient of heavy elements ∇Z > 0

between the outer, Z-enriched, and the inner, Z-depleted, envelopes, the He-rich falling dropplets must be as Z-poor

as possible. This implies limited miscibility between some Z-components and He, as discussed in §4.1.1, in addition

to H and He, and a typical Z/He phase diagram with very low concentations of heavy elements in He-rich dropplets.

Under such conditions, it is possible to preserve (and even increase) a positive Z-gradient with time.

Finally, in the case of accretion of planetesimals or giant impacts, if it is combined with a PPT or a phase sep-
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Figure 4.3: Typical evolution of the heavy element content Z as a function of the radial distance r with time,

assuming that a first order phase transition (PPT) or immiscibility will occur during the cooling history. At t = t0

Jupiter just formed. A small convective external envelope is connected to a gradually diluted planet, structure

inherited from the core accretion. At t = tc, immiscibility or first order metallisation is about to happen. The

convective zone has somewhat expanded, redistributing the metal content in the planet. Later on (’metallisation’

curve), the rising bubbles have enriched the outer envelope in heavy elements while depleted the inner one. If

immiscibility takes place (’immiscibility’ curve), the outer envelope will eventually lose part of its mass because of

drowning helium dropplets, increasing the heavy elements mass fraction in the outer envelope whereas the dilution

of these elements in the inner envelope is almost negligible.

aration, the above conclusions apply. In the other case, if triggered layered convection is the only reason for the

difference of composition between the outer and inner envelopes, it must have persisted since the accretion event(s).

As discussed in detail in §4.5.2 and §4.6 and in Leconte and Chabrier [2012], this implies strong constraints on the

physical characteristics of the layered convection. Although, as examined in §4.6.2, these constraints are fullfilled

by the present models, whether they could persist during Jupiter’s cooling history, or in fact during any gaseous

planet cooling history [Chabrier and Baraffe, 2007] is not clear and needs to be explored with extreme care (e.g.

Rosenblum et al. [2011], Mirouh et al. [2012], Wood et al. [2013], Kurokawa and Inutsuka [2015]). Evolutionary

calculations show that the long stability of layered convection could persist during Saturn’s cooling history (Leconte

and Chabrier [2013]). For Jupiter, a dedicated analysis of this issue with the interior structures presented in this

chapter, provided the physical processes at play are handled with great accuracy, would certainly allow to reduce

the range of possible models. Multi-dimensional time implicit simulations of convection [Pratt et al., 2017] are a

promising avenue to explore this exciting problem, of prime importance for planetary science.

To conclude this section, we should mention that recent evolutionary calculations (e.g. Vazan et al. [2018]) converge

to a structure profile for present Jupiter with a monotonically outward decreasing compositional gradient, ∇Z < 0,

at odd with our suggestion of a local ∇Z > 0. These models, however, use the SCvH EOS. As discussed in §4.3.2,

this latter yields a too hot thermal structure along an adiabat (see Militzer and Hubbard [2013] or Fig. 27 of Chabrier

89



et al. [2018]), favoring convection and allowing larger metal fractions. These Jupiter internal structure models are

excluded by the present Juno+Galileo analysis and thus can not be used as reliable evolutionary constraints. Further

evolutionary calculations with the proper physics, including a proper treatment of double diffusive convection and

of H/He phase separation are needed to verify the consistency of the present models with Jupiter’s thermal history.

As just mentioned, however, properly handling such complex physical processes is a task of major difficulty (see

§4.6.5).

4.5 Models with at least 4 layers and an entropy discontinuity in the

gaseous envelope

As shown in §4.3, Jupiter interior structure must entail at least four different regions, namely two outer and inner

homogeneous adiabatic envelopes, separated by a region of compositional, thus entropy variation, and a diluted

core, also harboring a more or less extended domain of compositional/entropy change near the envelope boundary,

and potentially a solid rocky seed. One of the unknowns in these models is the amount of entropy change in the

envelope.

4.5.1 No entropy discontinuity

We first explore models for which the entropy and composition change within the gaseous envelope is continuous,

e.g. only due to a change in composition, for instance due to the onset of weakly super adiabatic layered convection.

At given (P ,T ) at the interface between two spheroids, a change in Y naturally leads to a difference of entropy

between the layers (§2.2). As shown previously, the possibility to fullfill both Juno and Galileo observational con-

straints in that case is an inward decreasing metal abundance at/near the metallization boundary, around 1 Mbar.

There are two possibilities.

In the first one, we suppose that, whatever the physical process occuring in this region, it does not lead to a strong

enrichment of helium in Jupiter present day inner envelope, with typically Y ≃ 0.25 in this region. In order to

ensure an average protosolar helium content, Ȳ ≈ 0.275, this implies a helium enrichment in the diluted Z-rich

core. At first glance, this seems to be counterintuitive, given the smaller diffusivity of He compared to H. Recent

ab initio simulations, however, suggest the formation of stable He-rich compounds, e.g. FeHe, at pressures P & 40

Mbar and temperatures T ≃ 20000 K, typical of the central core conditions [Monserrat et al., 2018].

The second possibility, on the opposite, supposes a strong differentiation between He and H and thus a strong He

enrichment in the inner envelope between the inner edge of the metallization or H/He demixion boundary and the

upper one of the diluted core. Typically, Y ≃ 0.3 in the inner envelope. This, in turn, implies that He does not

diffuse efficiently in nor mixes well with the strongly Z-enriched diluted core, and thus Y decreases with depth in

the central part of the planet.

Among these two types of models, only the first one, where the differentiation of helium at the Mbar region is small,

allows to significantly decrease the J4 and higher order moment values compared to the simple cases explored in
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§3. We show the schematic representation of our optimised model in Figure 4.4. The smallest value of J4 we could

obtain lies within the limit of what can be explained by differential rotation shallower than 10000 km [Kaspi et al.,

2017]. The higher order moments, however, remain much too large.

• Conclusion: Models with no entropy discontinuity in the Mbar region seem to be excluded as possible Jupiter

internal structure.

Yext, Zext, Sext

95-80% RJ

0<r<5% RJ

Compact core, Z=1

0.1-2 Mbar

40 Mbar

50-60% RJ5-10 Mbar

Figure 4.4: Models with a continuous change of entropy within the envelope only due to a change in composition

compatible with Galileo’s constraints and Juno’s J2 and J4 values, assuming a strong differential rotation. The

higher order moments are incompatible with Juno.

4.5.2 Entropy discontinuity in the gaseous envelope

In the previous series of model, the (modest) change of entropy δS throughout the gas rich envelope is a direct

consequence of the change in Y and Z within the hydrogen pressure ionization boundary layer, due e.g. to the onset

of weakly super adiabatic layered convection. In this subsection, the inward increase of entropy in the boundary

layer is now used as a free parameter in the calculations, and is discretised throughout a certain number of spheroids

across the ionization boundary region, i.e. we assume an entropy gradient ∇S = ∆S/∆R < 0 within the pressure

range of interest.

Physical expectations

A brutal inward increase of S can have several physical foundations. Assuming that Jupiter’s outermost thermal

profile is isentropic (because of adiabatic convection in this region), the observed condition, T = 165 K, P = 1 bar

corresponds, according to our EOS, to T ≃ 5000 K at 1 Mbar. As mentioned above, recent 1st-principle simulations

[Mazzola et al., 2018] predict a critical temperature for the metallisation of hydrogen in the range Tc ≃ 2000-5000

K at P ≃ 1 Mbar. Both simulations (Soubiran et al. [2013], Mazzola et al. [2018]) and experiments [Loubeyre
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et al., 1985], however, suggest that, even for a low helium concentration like in Jupiter (xHe < 0.1), the critical

pressure increases while the critical temperature decreases with increasing helium concentration. If this behaviour is

confirmed, it probably excludes a PPT in Jupiter. However, given the present uncertainties in these determinations,

we still explore the possibility of a first order phase transition (PPT) between molecular and metallic hydrogen in

Jupiter. According to Saumon and Chabrier [1992] and Chabrier et al. [1992], the increase of entropy associated

with such a transition is about

∆Smetallization ∼ 0.5 kB/proton. (4.10)

Since, as mentioned above, the temperature in this region of Jupiter’s interior should be close to Tc, we expect ∆S

to be less than this value.

If hydrogen pressure ionization does not occur through a first order transition inside Jupiter (because the local tem-

perature at the ionization pressure is larger than the PPT critical temperature, T > Tc), a sharp entropy change

can be due to H/He phase separation (also a 1st-order transition). As shown by Stevenson and Salpeter [1977a],

drowning nucleated helium dropplets lead to a release of gravitational energy and, even though their analysis sug-

gest that most of this energy is radiated away, part of it contributes to heating up the inner part of the planet (see

detailed discussion in §4.6.5).

The shape of the H/He phase diagram is a major uncertainty in the present study. The rather limited helium

depletion w.r.t. the solar value in Jupiter’s external envelope suggests that the variation ∆Y in the immisci-

ble region should be modest (about ∼ 10%), so the equilibrium number fraction of helium today in the outer

(low pressure) part of the demixing region is still close to xHe ≃ 0.1. In that case, according to Morales et al.

[2013b] Fig. 2, the mixing entropy should depart only slightly from the ideal mixing entropy, by ∼ 0.03 kB/at at

5000 K for xHe = 0.1. Since the maximum value of the ideal mixing entropy, for a concentration xHe = 0.5 is

Sid
mix/N = −[x ln x+ (1 − x) ln(1 − x)] = 0.7 kB/at (about 0.3 kB/at for xHe = 0.1), we see that the entropy jump

due to H/He immiscibility should be . 0.5 kB/proton. The entropy change due to helium dropplet sedimentation is

more difficult to evaluate and requires numerical explorations. Guidance is provided by the calculations of Fortney

and Hubbard [2003] for the case of Saturn. In the case of a maximum temperature gradient in the inhomogeneous

region and no formation of a helium layer atop the core (both the most likely present situation), these authors find

that a change of composition Y = 0.21 → 0.36 corresponds to a global increase of entropy ∆S ∼ 0.3 kB/proton.

For Jupiter, we expect helium sedimentation (i) to have occured, if ever, more recently than for Saturn, (ii) to

encompass a much smaller fraction of the planet (see §4.6.1) and thus to induce a much smaller entropy variation.

Adding up these two contributions, it seems difficult to justify an entropy jump arising from H/He phase separation

much larger than ∼ 1 kB/proton.

Clearly, more experimental and numerical exploration of hydrogen pressure metallisation and of the H/He phase

diagram and He sedimentation process are strongly needed to help constraining these processes.

Finally, if the mean molecular weight gradient due to the change of composition is large enough to hamper adiabatic

convection, a regime of layered convection can develop and lead to a super adiabatic temperature structure similar,
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at least in some part of the planet, to the oned derived in Leconte and Chabrier [2012] . As shown in Figure 4 of

their paper, this can increase the central temperature of Jupiter by a factor ∼ 1.5 compared to the adiabatic central

temperature. As discussed in §4.3, whereas a fully layered structure throughout the planet is probably difficult to

reconcile with a large scale magnetic field generation, localised regions of layered convection can affect similarly the

temperature structure of the planet. According to the study of Leconte and Chabrier [2012] (see also §4.6), layered

convection can occur in Jupiter if 10−5 . α . 10−4 − 10−2, with α = l/Hp the ratio of the size of a convective

layer over the pressure scale height. If α ≪ 10−5, convection is completely inhibited and the flux is transported by

diffusion, which is not compatible with the thermal history of Jupiter. If α ≫ 10−4, the diffusive layers can not

persist for more than a billion year and large scale adiabatic convection sets up throughout the whole planet. This

in turn constrains the range of super adiabaticity induced by persistent layered convection (see eqn. (21) of Leconte

and Chabrier [2012]): strong departure from adiabaticity will break the convective zones, which is not allowed,

whereas a small departure will not persist and adiabatic convection will prevail.

The detailed treatment of layered convection in our calculations is presented in §4.6.2. Varying the location and

extent of layered convection between 0.1 Mbar and 2 Mbar, i.e. in the vicinity of hydrogen pressure ionization, we

obtain numerically a maximum entropy increase from layered convection:

∆Slayered . 0.6 kB/proton, (4.11)

with a decreasing metal abundance, i.e. ∇Z > 0, in this region. An increasing metal abundance in this region

yields higher values of ∆S but in that case α . 10−7 (see §4.6). This implies the presence of a diffusive buffer, or

a regime of turbulent diffusion within the ionization boundary layer. Although detailed calculations are lacking, it

seems difficult to reconcile such a structure with Jupiter’s thermal history. Let aside the fact that, as mentioned

previously, such models are hard to reconciliate with the values of J6 to J10.

In summary, if either a first order transition and/or layered convection is present within some part (most likely

around the Mbar) of the planet gas rich envelope, an inhomogeneous zone where the total increase in entropy can

reach ∼ 0.5-1 kB/proton is expected. Note that if layered convection develops above the location of hydrogen pres-

sure ionization, the induced temperature increase could inhibit the PPT or the H/He phase separation in Jupiter’s

present interior.

Figure 4.5 portrays the typical structure of our final Jupiter models. They all share the following features:

• an outer homogeneous convective envelope characterized by the Galileo helium and heavy element abundances

and the adiabat condition at T = 165 K, P = 1 bar;

• an inhomogeneous region between ∼0.1 and ∼2 Mbar associated with (i) a change in composition, very likely

characterized by an inward decreasing metal abundance (∇Z > 0) and (ii) a non negligible entropy (& 5%)

and temperature increase. These gradients stem from layered convection and/or H-He immiscibility, even

though a PPT can not be totally excluded for now;

• an inner homogeneous convective envelope lying on a warmer isentrope than the outer region, with an average

larger helium fraction and, most likely, a lower metal fraction than in the outermost region. Indeed, even
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though a larger Z fraction in this region than in the outer one is not entirely excluded, it requires an uncom-

fortably large entropy increase, ∆S & 1.4 kB/proton (case (c)), according to the aforederived estimates. As

shown below, there is a degeneracy between the entropy jump in the inhomogeneous region and the helium

and metal fractions in the inner envelope. The larger Y and Z in the inner envelope, the larger ∆S needs to

be.

• a diluted (eroded) core extending throughout a significant fraction of the planet. A small entropy jump in

the inhomogeneous region, ∆S . 0.5 kB/proton (case (a)), yields an inward increasing helium abundance in

the core, while a larger value (case (b)) implies an inward decreasing helium abundance in the core.

• most likely a central compact, solid core.

A quantitative analysis of these models is given in the next subsection.

Quantitative results on the gravitational moments

The results of our optimized models with an entropy discontinuity ∆S ∈ [0−2]kB/proton in the ionization boundary

region, projected in different Jk - Jk+2 plans, are displayed in Figure 4.6 for two values of external heavy element

abundance, namely Zext = Z⊙ and Zext = 2 ×Z⊙. The first obvious conclusion from this figure is that our range of

models consistent with Juno’s observed gravitational moments differs from the one derived by Guillot et al. [2018]

with 200 000 models (see their Fig. 1 of the Extended Data, reported as a hashed area in Fig. 4.6). We have verified

that this is not a discretisation issue: with interior structures calculated with 1000 spheroids, this conclusion is

unaltered. Even though the difference between the two analysis should partly stem from the different EOS used

by these authors, it arises essentially from our different representation of the planet interior. Indeed, we recall

that these authors do not take into account the constraint from Galileo on the outer heavy element abundances.

Therefore, if Galileo’s observations are correct, Fig. 4.6 shows that the qualitative conlusions on the differential

rotation obtained by Guillot et al. [2018] could be altered.

- Impact on the low-order moments (≤ J4). We found out that the entropy change, ∆S, is strongly affected by

the composition in the inner convective envelope, i.e. the region between the inhomogeneous one and the diluted

core. Therefore the size and composition of the diluted core, the composition of the inner envelope, and the entropy

change ∆S in the region of compositional variation are intrinsically linked. To better understand this result, we

must recall that the major issue of the models is to decrease J4 at constant J2. Figure 4.7 portrays the value of the

contribution function J2 − J4 in the planet as a function of pressure.

This figure shows that, in order to decrease J4 with respect to J2, one needs to enrich the planet deeper than

∼ 2 Mbar, and the region around ∼ 10 Mbar is where it is most efficient. Therefore, an enriched inner envelope

decreases J4 at constant J2 (see the pressure range in Figure 4.7), but enriching the inner envelope implies a steeper

compositional gradient in the boundary region between the outer and inner envelopes, which has the opposite effect

on J4 compared to J2. Furthermore, this boundary region between ∼0.1 and 2 Mbar has a much stronger contribu-

tion on J2 and J4 than the deeper region. This stems from the fact that this region has a high mean radius, hence

the mass of a spherical shell is much larger than in the 5 Mbar region, and the impact on J2 and J4 is enhanced. In
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Compact core, Z=1
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Zext Sext

0.1 Mbar - 93% RJ

90-80% RJ1-2 Mbar -- 5000-7000 K

5-7 Mbar -- 9500-10500 K 70-65% RJ

40Mbar - 19000 K 5% RJ

(a)

Compact core, Z=1

Yext
Zext

Sext

0.1 Mbar - 93% RJ

90-80% RJ1-2 Mbar -- 7000-9000 K

3-7 Mbar -- 10000-13000 K 75-65% RJ

40Mbar - 23000 K 5% RJ

(b)

Compact core, Z=1

Yext

Zext Sext

0.1 Mbar - 93% RJ

90-85% RJ1-1.5 Mbar -- 10000-11000 K

3-5 Mbar -- 13500-15500 K 75-70% RJ

40Mbar - 30000 K 5% RJ

(c)

Figure 4.5: Schematic internal structure of our final Jupiter models. Yext = 0.23, Zext = 0.02 as stated in the

text. (a) The modest entropy increase between the outer and inner envelopes yields a moderate helium increase

in this latter, and an inward helium enrichment in the diluted core (see text). (b) The larger entropy increase in

the inhomogeneous boudary region yields a supersolar helium fraction in the inner envelope, but then the helium

abundance decreases in the diluted core. (c) Our least favored model. An increase of both helium and heavy element

abundances in the inner envelope requires a strong entropy increase, at the limit of what is physically achievable.

A mixture of structures (a) and (c) is also possible, with a small increase in both helium and heavy elements. The

required ∆S would be comparable to (b).

consequence, a small change in the ∼ 0.1−1 Mbar region must be compensated by a strong change in the diluted core.

- Impact on the high-order moments (> J4). Concerning the high order gravitational moments, they strongly de-

pend on the value of J4, as shown by Guillot et al. [2018]. For a given J4, the other parameters affecting these

moments are the external abundance of metals (as expected), and the mass of the central compact core. Changing
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Figure 4.6: Gravitational moments we obtain with various models in the Jk − Jk+2 plans, for two values of Zext.

All the values are multiplied by 1 × 106 as done in e.g., Guillot et al. [2018].

the helium content within the inner convective envelope has almost no impact, as there is a trade-off between the

inner abundances of helium and heavy elements and the entropy increase, without affecting the high order gravi-

tational moments. Similarly, the position and extent of the boundary region of compositional change is a second

order correction to the J6 to J10 values. As a whole, we found out that the J6 to J10 values are not much affected

by the composition in the inner part of Jupiter, deeper than where the compositional change occurs.

Importantly enough, we found out that it is possible to obtain models with an inward increase of heavy elements

in this domain (∇Z < 0) which fullfill all observational constraints (case (c)) contrary to the ones discussed in

§4.3, provided the entropy change in the inhomogeneous region around ∼ 1 Mbar reaches values ∆S > 1kB/proton.
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Figure 4.7: Subtraction of the contribution functions for J2 minus J4, both normalized to their maxima, with

respect to pressure, for an isentropic model.

In contrast, models with an inward decreasing abundance of heavy elements (∇Z > 0) in this region require a

more modest entropy change. If models with ∇Z < 0 throughout the entire gas rich envelope ended up being

representative of Jupiter’s internal structure, this would put strong constraints on the phase diagrams of hydrogen

and helium. They require a strong entropy discontinuity induced either by a PPT for T ≃ 4500 K (which implies

a critical point at larger temperature) or by H/He differentiation and sedimentation, as layered convection alone

cannot yield such an entropy jump. Therefore, although not entirely excluded, models with ∇Z < 0 throughout the

envelope are rather uncomfortable.

The fact that, surprisingly, the mass of the compact core affects the high order moments can be explained as follows.

Since we consider the central compact core as spherical, it has no direct influence on the gravitational moments.

However, with a massive central core, the rest of the planet must satisfy the J values with less available mass. Since

the outer envelope composition is constrained by Galileo, one can only enrich the inner envelope or the diluted core

to compensate. Fig. 4.7, however, shows that if there is a too large increase of density deeper than 2 Mbar, the

increase of J2 is larger than the one of J4 (and even larger than the increase of the higher order moments, not

shown). This leads to

• Conclusion 1: for given J2, a central compact core tends to decrease the moments of order ≥ J4 compared to a

model with only a diluted core.

Aditionally, increasing the mass of the compact core, the diluted core and the inner envelope implies to add more

heavy elements in the inner regions of the planets, and the larger the amount of heavy elements in the deep layers

the larger the required entropy jump ∆S between the outer and inner envelopes. This, in turn, has consequences on

the high order moments: a model with a high entropy jump in the metallisation region implies a higher temperature,

and thus a lower density for a given composition at given pressure in the Mbar region than a model with a small

entropy change. The lower density means that this region has a smaller contribution to the gravitational moments
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than in the case of a small ∆S. Although, for J2 and J4, this can be balanced by a higher contribution of the

internal layers (deeper than a few Mbars), this is not the case for the higher order moments.

To illustrate this result, we show in Figure 4.8 the differences ∆Jn in the contribution functions J2 to J8 between

a model with a small entropy change, δS < 0.1 kB/proton, in the ionization boundary region, only due to a

composition change, and a model with a total entropy discontinuity ∆S = 0.9 kB/proton. We see that the region

of the outer (molecular) envelope has always a stronger contribution to the J ’s when the entropy change is small,

as expected, whatever the order of the moment. On the other hand, the inner region of the diluted core has much

more impact on J2 than on the other moments. A strong ∆S thus requires more heavy elements in the diluted core

to preserve J2 while the high order moments will be almost insensitive to the enhanced composition in the diluted

core. This leads to

• Conclusion 2: an entropy jump in the envelope tends to decrease the value of the high order moments at a given

J2. And a large enough entropy change is necessary to preserve the correct balance between the moments.
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Figure 4.8: Normalized difference of contribution functions for J2 to J8 between a model with a small entropy

change, δS, and a model with strong entropy change, ∆S.

This latter effect, however, is limited by the possible increase of entropy in the metallization boundary region

allowed by physics principles. For central compact cores larger than & 5 M⊕, one needs an entropy increase

∆S > 1 kB/proton, which, as discussed above, seems to be hardly possible at these temperatures. Figure 4.9 dis-

plays the values of the high order gravitational moments as a function of the entropy jump ∆S. Small (absolute)

values of J6, J8 or J10 always require a very strong ∆S, except if we decrease the atmospheric Zext, violating in

that case the Galileo constraint, as done in all recent studies. Models with no entropy jump in the gaseous envelope

thus seem to be excluded, confirming the conclusion reached in §4.5.1.

As seen in Fig. 4.9, none of our models can match the 3σ error bars on J6 for ∆S < 1 kB/proton when considering

the contribution from the winds derived in Kaspi et al. [2018]. This is particularly true if the external abundance of
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heavy elements Zext is supersolar (see §4.5.2). When considering the dynamical correction from Kaspi et al. [2017],

however, flows extending down to 3000 km are sufficient to explain the discrepancy with the observed gravitational

moments. Therefore, either the ∆J6 correction due to the wind contribution in Kaspi et al. [2018] is underestimated,

because of an erroneous estimation of the winds or the presence of North-South symmetric zonal flows which will

affect the even gravitational moments, or the entropy increase must reach at least ∼ 1.5 kB/proton. In any case, a

continuously increasing heavy element mass fraction with depth, i.e. ∇Z < 0, in the Mbar region is hard to justify

(on Fig. 4.9, such models all have ∆S & 1kB/proton).

As shown in Fig. 4.5, the valid models predict a size for the metallization boundary region, lb ≈ 15% of Jupiter’s

radius. Clearly, this is orders of magnitude larger than any possible interface due to a PPT. It can, however,

be consistent with the size of the inhomogeneous H/He region, as this latter keeps expanding during the planet’s

cooling. Finally, as shown in §4.6.2, this region, characterized by a compositional gradient, is prone to layered

convection, by itself characterized by a significant superadiabaticity and thus by its own entropy variation, to be

added up to the one issued from a phase transition and thus contributing to the total ∆S.

Optimized Jupiter models

Figure 4.10 portrays the thermodynamic and composition profiles of our models consistent with all Galileo and

Juno constraints, taking into account for this latter the correction due to differential rotation from Kaspi et al.

[2017] and Kaspi et al. [2018], respectively. Profiles for an isentropic interior structure, inconsistent of course with

the observed gravitational moments, are shown for comparison. The blue curves represent our favored models, with

J6 compatible with Kaspi et al. [2017] but not with Kaspi et al. [2018] while the red curves are the profiles obtained

from a model with a lower J6, at the limit of what can be reached according to Kaspi et al. [2018]. Globally, the

pressure and density profiles differ by a few percents at most from the ones of the isentropic model, bearly seeable

on the figure.

However, it is worth stressing that the density of the optimized model is smaller in the Mbar region than the one

of the isentropic model whereas the opposite is true in the central regions (diluted and compact core). This is a

direct consequence of the constraints arising from the gravitational moments. In contrast, the temperature departs

from the isentropic profile for R . 0.9 × RJ , i.e. within most of the interior, by a difference ∆T ≃ +1000-2000 K.

Interestingly enough, this temperature increase agrees very well with the value obtained by Fortney and Hubbard

[2003] in the H/He inhomogeneous layer for a helium enrichment in the interior from Y = Y⊙ to Y = 0.35, and a

temperature gradient leading to overstable convection. As a consequence, the specific entropy increases from the

outer to the inner envelope. This increase is steeper for the model with a lowered J6. For this latter, the inner

isentropic envelope occupies a very limited fraction of the planet, 0.89 ×RJ . R . 0.92 ×RJ , and the diluted core

extends up to 85% of the planet.

Within the diluted core, the specific entropy decreases drastically due to the strong increase in heavy elements

(Figure 4.10(b)). We do not show the specific entropy and compositional profiles in the diluted core because of

the degeneracy between helium and heavy element distributions in this region, which yield similar results for the

gravitational moments. Not mentioning the fact that the entropy profile is of no real interest in this region. The
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Figure 4.9: High order gravitational moments as a function of the entropy jump ∆S in the envelope. All these

models have J2 and J4 values within the allowed range from Juno’s observations with the Kaspi et al. [2018]

correction , except those with ∆S = 0 for which we could not even match J4 (see §4.5.1). The Zext value is

the atmospheric Z, ’Juno’ corresponds to the observations of Juno with the 3σ error bars, ’Juno + Kaspi2018’

are the observations corrected by the winds estimated in Kaspi et al. [2018], and ’Juno + Kaspi2017’ includes

the correction to the observed gravitational moments due to a differential rotation shallower than 3000 km, from

Kaspi et al. [2017]. While several models are compatible with Juno’s observations when taking into account the

corrections due to differential estimated by Kaspi et al. [2017], this becomes much more difficult when considering

the correction derived from the odd gravitational moments by Kaspi et al. [2018]. Note that, in this latter case,

none of the models with ∆S = 0 or ∇Z < 0 can reproduce the gravitational moments of Jupiter.
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only important parameter is the steepness of the gradient of composition between the inner envelope and the diluted

core. The steeper the gradient, the smaller the diluted core needs to be to obtain the correct J2, despite the decrease

in density in the Mbar region (compared to an isentropic profile) that allows to decrease the J4 to J10 values. The

mean heavy element mass fraction is displayed in Fig. 4.10(b). As discussed in the text, Z is decreasing between

the outer and inner envelopes (∇Z > 0). As mentioned earlier, although models with a continuously increasing Z

(∇Z < 0) in the envelope can not be excluded, they require a very large entropy jump (∆S > 1kB/proton), which

seems difficult to reconcile with the examined physical processes (§5.2.1). Future work in this direction is certainly

needed to help clarifying this issue.
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Figure 4.10: (a) Pressure, temperature, density and specific entropy as a function of radius for an isentropic (dashed

gray) structure of Jupiter, a model with a high J6 value (blue) and a model with J6 compatible with Kaspi et al.

[2018] (red). (b) Hydrogen (X), helium (Y) and heavy element (Z) mass abundances for the same models. The

black crosses correspond to P = 1Mbar, about the region of hydrogen pressure dissociation/ionization.

Figure 4.11a portrays the mass profile of our typical optimized Jupiter interior structure fullfilling Juno and Galileo

constraints with the wind correction of Kaspi et al. [2017]. An isentropic profile is shown for comparison. The black

circle indicates the inner limit of the outer convective zone while the two crosses bracket the inner convective zone

and the diamond corresponds to the limit of the compact core if present. The zoom on the right hand side shows

the inner convective zone, encompassing around 30% of the mass of the planet. The heavy element distribution is

displayed in Fig. 4.11b. For models wit no central compact core, the total amount of heavy elements in the planet

is MZ = 25-30 M⊕. Adding up a compact core yields up to MZ = 40-45 M⊕.

Supersolar atmospheric abundance of heavy elements

As discussed in §4.3, we have taken a very conservative lower limit for the true average metal content in the at-

mosphere, Zext, in our calculations. We have taken a solar value, while Galileo measured abundances of individual
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Figure 4.11: (a) Normalized mass as a function of radius for a model matching observational constraints and an

isentropic model. (b) Mass of heavy elements (in Earth masses) as a function of radius for the same models.

heavy elements, excluding oxygen and neon, rather yield Ztrue
Gal ≈ (2 − 3) × Z⊙ ≈ 0.04-0.06. Interestingly, such

a highly oversolar value seems to be supported even for oxygen by the latest observations of the great red spot

[Bjoraker et al., 2018]. Increasing Zext for a given structure increases |J6| - |J10| and thus implies either a very strong

differential rotation or a very large ∆S to preserve the moments. If Zext ≃ 0.05, models with an inward increase

of Z in the metallization boundary region lead to a ∆S much larger than the aforederived 1 kB/proton maximum

value consistent with physical estimates. This reinforces our previous conclusion: Jupiter internal structures with

an inward increase of heavy elements within the Mbar boundary region imply uncomfortable physical constraints:

the entropy jump or amount of differential rotation required to be compatible with the high order gravitational

moments need to be very large. In contrast, models with a locally decreasing abundance of heavy element within

Jupiter’s metallization boundary region fullfill all constraints with acceptable levels of entropy variation and differ-

ential rotation.

Figure 4.9 portrays five models with Zext > Z⊙ (orange circles). We see that, for a given ∆S, these models have

higher |J6| to |J10| values than models with Zext = Z⊙. Although some of these models are compatible with the

correction due to differential rotation estimated in Kaspi et al. [2017], they are more difficult to reconcile with the

observations when considering the correction to the even gravitational moments estimated in Kaspi et al. [2018].

We recall that the models of Figure 4.9 have J2 and J4 values consistent with Kaspi et al. [2018]. Because of the

strong correlation between J4 and J6, further decreasing |J4|, consistent in that case with Kaspi et al. [2017] but

not with Kaspi et al. [2018], would allow us to decrease the |J6| and higher order moment values, expanding the

range of plausible models.
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4.6 Discussion

In this section, we examine in details the reliability of the various assumptions used in the models.

4.6.1 Hydrogen pressure metallization and H/He phase separation

First, following the nomenclature of Stevenson and Salpeter [1977a], we have assumed that Jupiter had a "hot start",

meaning that the initial inner temperature of the planet was higher than the critical temperature of both hydrogen

metallization, Tc(H −H2), and H/He demixion, Tc(H −He) (for xHe = 0.08). According to all existing numerical

simulations aimed at exploring these issues, this is quite a safe assumption. Further work on the metallisation of

hydrogen and the H/He phase diagram will enable us to discriminate between the sectors I, II and III of Figure 1

of these authors, namely:

• Sector I: if Tc(H−H2) < T (P ) < Tc(H−He), where T (P ) is the local temperature at pressure P , but hydrogen

is pressure ionized at this pressure, hydrogen metallisation is occuring smoothly but probably triggers H/He

or Zi/He immiscibility. The only possibility to deplete (resp. enrich) the inner (resp. outer) envelope in

metals is to invoke the 2- or 3-body phase separations mentioned in §4.4.1.

• Sector II: Tc(H−H2) ∼ Tc(H−He) is a simple reduction of the Sector I case. In both cases, an inhomogeneous

region forms which is depleted in He and some Z-components, but in that case there is a possibly of H+-rich

bubble nucleation and thus uplifting He-poor, Z-rich bubbles and dropping He-rich dropplets (§4.4.1).

• Sector III: if Tc(H −H2) > Tc(H −He), H/He demixion has not started yet, the redistribution is due to the

aforementioned H+-rich, He-poor bubbles. Regarding the current work on metallisation and immiscibility of

hydrogen and helium, this is probably the most unlikely situation.

These situations are imposed by the necessity to globally increase the metal content of the upper envelope (and

conversely deplete the lower one) to fullfill Galileo’s constraints, Zext = ZGal, but also to enrich the inner helium

content, Y , to balance the Z decrease. As explored in §4.4, this implies to invoke either upward motions of H+-rich

bubbles associated with some heavy elements, or 2-body or 3-body immiscibility phase diagrams between partially

pressure ionized heavy elements Zn+ (probably with n ∼ 1) and neutral He, similar to what is occuring for H+-He.

Note that if, as found in all dedicated numerical simulations, hydrogen (or any heavy component) ionization trig-

gers immiscibility with He atoms (or He-like ones), the Sector I case is the most likely one. This urges the need

for numerical explorations of this type of diagram and, more generally, of the stability of H/He/Z mixtures under

Jupiter internal conditions.

Noticeable differences still exist between modern ab-initio calculations aimed at characterizing the H/He phase di-

agram. Figure 4.12 portrays the immiscibility region predicted by some of these calculations with the T -P profiles

obtained with our favored models fullfilling all Galileo and Juno constraints, taking into account either the Kaspi

et al. [2018] (low J6) or Kaspi et al. [2017] (high J6) correction due to differential rotation. Figure 4.12(a) corre-

sponds to interior structures with strongly superadiabatic layered convection occuring at P ≥ 0.1 Mbar. Figure

4.12(b) displays two models (labeled ’Morales’ and ’Lorenzen’, respectively) for which the change of entropy is only

due to the H/He phase separation, i.e. occurs at the corresponding critical pressures, without any layered convection
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above this layer. A Jupiter isentropic profile is shown for comparison. As seen in the figure, while, according to the

Lorenzen et al. [2009] calculations, H/He phase separation could take place in some fraction of our favoured Jupiter

interior models, it is not the case with the results of Morales et al. [2013b] (or Schöttler and Redmer [2018], not

shown) which predict no H/He immiscibility in present Jupiter. For the models with no layered convection above

the phase separation (dash dotted lines in Fig. 4.12(b)), the temperature gradient is probably too high for overstable

modes to persist, and convection will prevail (see e.g., Figure 3 of Stevenson and Salpeter [1977a]). Although the

lack of excess (non-ideal) mixing entropy in Lorenzen et al. [2009] calculations casts doubt on the reliability of their

phase diagram, it is worth noting that a ∼ 200-800 K underestimation of the critical temperature in the 1-2 Mbar

domain by Morales et al. [2013b] (no temperature error bar is shown in these calculations) would be consistent with

immisciblity for our model with Y2 = 0.25. Therefore, Jupiter’s present internal structure could entail a region of

layered convection region starting around ∼ 0.1 Mbar, associated with some change in composition, and a (probably

small) region of H/He (most likely H/He/Z) immiscibility at deeper levels. Although more numerical exploration of

this major issue is certainly needed, key diagnostics on H/He phase separation under the relevant conditions might

be provided by existing experiments [Soubiran et al., 2013].
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Figure 4.12: Temperature-pressure profiles of different Jupiter models, overplotted on the immiscibility diagrams

of Lorenzen et al. [2009] (pale yellow area) and Morales et al. [2013b] ( orange area). All models (except isentrope)

have J2 and J4 matching the Juno values corrected by the estimated differential rotation of Kaspi et al. [2018], and

a mass abundance of heavy elements in the inner envelope Z2 = 0.005. The Y2 value is the mass abundance of

helium in the inner envelope, as in Figure 4.5. ’Isentrope’: fully isentropic structure, with Y = 0.275. ’High J6’:

models with J6 compatible with Kaspi et al. [2017] but not Kaspi et al. [2018]. ’Low J6’: model with J6 compatible

with Kaspi et al. [2018]. This latter model seems difficult to justify physically (se text). (a) Models with layered

convection fo P ≥ 0.1 Mbar. (b) The ’Morales’ and ’Lorenzen’ profiles are isentropic up to the onset of immiscibility

according to the two related phase diagrams (see text).

As seen in Figure 4.12, it seems difficult to reconcile a H/He phase separation, according to the most recent
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calculations, with a model reproducing the Kaspi et al. [2018] J6 value. Furthermore, the required entropy increase

for this model leads to such a steep temperature gradient that unstable convection will prevail. It is thus very

difficult to justify the very large entropy change ∆S in Jupiter’s gaseous envelope required in this model on physical

grounds. This suggests either a revision of the Kaspi et al. [2018] analysis, or the presence of North-South symmetric

winds which are inconsequential for the odd gravitational moments, but would increase the correction to the even

gravitational moments, rejoining the corrections obtained in Kaspi et al. [2017].

4.6.2 Layered convection

As found out in the previous sections, fulfilling both Galileo and Juno constraints, while preserving a global mean

helium protosolar value Ȳ = Y⊙ and a physically acceptable entropy increase ∆S in the hydrogen metallization re-

gion requires an inward decrease of heavy element abundance in this region, i.e. a locally positive gradient, ∇Z > 0.

We verified that, because of the ∼ 1/40 heavy element to helium number ratio, this region still exhibits a positive

molecular weight gradient, ∇µ > 0. In that case, large scale adiabatic convection can be inhibited and lead to a

regime of small scale, suradiabatic double diffusive convection to transport heat. As mentioned previously, although

a first order transition is not required to trigger such a process, it strongly favors it, as suggested for instance at

the Earth’s mantle boundary (e.g. Christensen and Yuen [1985]).

The condition for the onset of double diffusive convection reads (e.g., Stern [1960]):

0 < ∇T − ∇ad <
αµ

αT
∇µ, (4.12)

where we have adopted the notations of Leconte and Chabrier [2012] (αµ = (∂lnρ/∂lnµ)P,T and αT = (∂lnρ/∂lnT )P,µ;

note that ∇X = ∂X/∂r is the usual gradient of X with depth, which differs from the often used notation

∇X = dlnX/dlnr). Under Jupiter interior conditions, double diffusive convection rather takes the form of lay-

ered convection, i.e. a series of small-scale convective layers of size l separated by diffusive layers, than oscillatory

convection (e.g., Rosenblum et al. [2011]). As shown by Leconte and Chabrier [2012], the existence of double

diffusive convection is controlled by the parameter α, which is the ratio of the size of the convective layer to the

pressure scale height, α = l/HP . From their eqn.(21), we can relate this parameter to the suradiabatic gradient,

(< ∇T > −∇ad), by:

< ∇T > −∇ad = ǫd ×
[

(Φ0α
4ǫd)

−1
4(1+a) + (Φ0α

4ǫd)
−a

(1+a)

]

, (4.13)

with layered convection occuring when

10−9 − 10−6 . α . 10−4 − 10−2, (4.14)

with, for Jupiter, the lower bound being more likely 10−5 (see Table 1 of Leconte and Chabrier [2012]).

As MacLaurin spheroids have by definition a constant density, layered convection cannot be prescribed very accu-

rately with the CMS method. As for the case of a first order phase transition/separation, we have implemented

a sharp entropy and composition change at constant T and P between consecutive layers. We can then verify,

for the appropriate models, whether conditions (4.14) and (4.12) are fullfilled or not. Figure 4.13a displays the
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values of (αµ/αT ), calculated with the Chabrier et al. [2018] EOS, for an isentropic profile and for two profiles

with an entropy increase in the Mbar region of 0.5 and 1 kB/proton, respectively. We see that this quantity in-

creases with depth by an order of magnitude, between the ideal gas limit αµ/αT = 1 in the external layers and

the values prevailing at depth in Jupiter. This is particularly true for models with a small entropy increase. This

favors the onset of layered convection deeper than ∼ 0.1 Mbar. Figure 4.13b displays the values of α and of the

parameter R−1
ρ = (αµ/αT )∇µ/(∇T − ∇ad) (overstable convection occurs for R−1

ρ > 1, see Rosenblum et al. [2011],

Mirouh et al. [2012], Leconte and Chabrier [2012]), for a composition change from (Yext = 0.23 , Zext = 0.03) to

(Y2 = 0.3 , Z2 = 0.01), with an entropy increase ∆S = 0.45 kB/proton between 0.1 and 1 Mbar. We see that α

and R−1
ρ fullfill the conditions for the presence of layered convection in this domain. Models with higher ∆S (of

at most ∼ 0.6 kB/proton, see §4.5.2) require larger ∆Y . Globally, we verified that all our favored models do fullfill

the conditions for the occurence of layered convection derived in Leconte and Chabrier [2012].

One caveat should be noted: when H2 dissociates into atomic H+, the mean molecular weight µ decreases brutally.

According e.g. to Nellis et al. [1995], however, the fraction of dissociation is around 10% at 1.4 Mbar, and the

molecular weight is roughly insensitive to dissocitation up to this pressure. Therefore, the decrease of µ do to

hydrogen dissociation probably happens over a rather localized region between ∼ 1.4 and 2 Mbar. It is not quite

clear whether layered convection is still present or not in this domain (overshoot might occur) but we consider it

localized enough to not significantly modify the aforecalculated temperature profile.
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Figure 4.13: (a) αµ/αT as a function of pressure for an isentropic model and two models with ∆S = 0.5 and

1 kB/proton, respectively. (b) α (eq.4.14) and R−1
ρ (see Leconte and Chabrier [2012]) for the model described in

the text.
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4.6.3 External impacts, atmospheric dynamical effects

As suggested in §4.4.1, Galileo’s high heavy element abundances in the outermost part of the envelope could be

due to recent impact or recently accreted material which would not have had time yet to be redistributed within

the planet and thus would not affect its gravitational potential. In that case, Juno’s contraints could be examined

without taking into account the ones from Galileo. Let us examine such a possibility. Using standard equations of

the mixing length theory (Kippenhahn and Weigert [1990], Hansen and Kawaler [1994]), it is easy to show that the

typical convective velocity in Jupiter scales as:

vconv ≈ 10
(∇ − ∇ad

10−8

)1/2(
HP

106 m

)

m s−1, (4.15)

with (∇ − ∇ad) ranging from ∼ 10−10 at the center to ∼ 10−6 near the surface, yielding vconv ∼ a few to about

∼ 100 cm s−1 from the center to the surface.

This means that, within at most a few years, the external extra material will be mixed throughout most of the

planet. It is quite clear that Jupiter has not accreted a few Earth masses of heavy elements in the past 20 years.

The only source of uncertainty is Shoemaker-Levy 9. Although its mass is ridiculously small compared to the mass

of the envelope, and even to the mass of heavy elements in the envelope of Jupiter, the energy deposited when it

crashed onto the planet (end of July 1994) triggered uplifting of deep material (e.g, Bézard et al. [2002] or Moreno

et al. [2003]). As Galileo entered Jupiter’s atmosphere 1.5 year later (7 December, 1995), the material had probably

be mixed again throughout the upper envelope (remember vconv ≈ 1 m s−1 in this region) even though it is not

completely excluded that this event has affected somehow Galileo’s observations. Therefore, taking into account

Galileo’s observations of Jupiter’s heavy element external abundance seems to be mandatory when trying to recover

Juno’s gravitational moments.

Atmospheric dynamical effects (for instance a vortex), on the other hand, could have produced a localised maximum

concentration of heavy material, not representative of the (lower) average value. Additional information is provided

by the Juno microwave instrument [Li et al., 2017] that suggests a rather unexpected amonia vertical profile. How-

ever, if we compare the Fig. 4 of these authors with the location where the Galileo entry probe dived (around

5-10◦ in planetocentric latitude), we see that, compared to the region deeper than 100 bar, Galileo can have only

measured a lower limit of the amonia content. Indeed, there seems to be a maximum of amonia concentration in

the equatorial regions, followed by a minimum in the mid latitudes. Galileo entry probe dived at the limit between

these two regions, and, most importantly, the concentration anywhere above the 25 bar level is smaller than the

one deeper than 100 bars, where convective mixing definitely takes place. Therefore it is rather unlikely that the

measurements of Galileo, consistent with an increase of ammonia with depth up to 25 bars, are an upper bound of

the heavy element composition.

One can also wonder whether the composition varies between P = 1 bar and P = 100 bar level, affecting the

gravitational moments, and then should be parametrized instead of being assumed to be constant. Between two

models with (Y, Z) = (0.23, 0.02) and (Y,Z) = (0.23, 0.04) in the external envelope, we get changes in J2 and J4,

due to the first 100 bar variation, of at most 2 × 10−6 and 2 × 10−7, respectively, about an order of magnitude
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smaller than the change due to differential rotation (Fig. 3 of Kaspi et al. [2017]). Variations of composition in the

external envelope are thus a second order correction compared to differential rotation.

4.6.4 Magnetic field

Although the magnetic field at the surface of Jupiter has been shown to vary with latitude and longitude within an

order of magnitude [Connerney et al., 2018], the leading feature is a dipolar field with moment M = 4.170×10−4 T.

According to numerical simulations, self consistent dynamo action is generally found to start when the convective

magnetic Reynolds number, i.e. the ratio of magnetic field production to Ohmic dissipation, Rm = vrmsd/η, where

vrms, d and η denote respectively the rms flow velocity, the thickness of the shell and the magnetic diffusivity, ex-

ceeds a critical value Rm & 50 [Christensen and Aubert, 2006]. Using simple scaling arguments (e.g. Chabrier et al.

[2007] and §4.6.3), it is easily verified that this condition is well fullfilled at the ionization boundary, located around

P ≈ 1 Mbar, where the density is ρ ≈ 800 kg m−3, radius R ≈ 0.85 × RJ, and that deeper in Jupiter convective,

metallic zone we get Rm ≫ 105. This suggests that the primary dipole-dominated magnetic field is created at

depth where Rm is significant, the electrical conductivity high, and the density contrast relatively mild. This is

indeed what is found in state-of-the-art numerical simulations which reveal that the combination of a deep-seated

dipolar dynamo and a magnetic banding associated with the equatorial jet reproduce Jupiter field geometry with

realistic relative axial dipole, equatorial dipole, quadrupole and octupole field contributions [Gastine et al., 2014].

These simulations are also consistent with the suggestion that the mean internal field strength as well as the mean

convective velocity scale with the available convective power [Christensen and Aubert, 2006]. Gastine et al. [2014]

find that Jupiter’s surface magnetic field strength, BJ ≃ 7 G, is consistent with a typical rms flow velocity ∼ 3 cm

s−1, for a shell thickness extending from 0.2 to 0.99 RJ . Such a velocity is largely consistent with the maximum

value derived in §4.6.3 around the metallization boundary. Although a dedicated study is necessary to explore this

issue in the presence of an outer layered convection region, the rms velocity and the average conductivity should

remain large enough for Rm to still exceed the critical value Rm ≈ 50, and thus for the reservoir of convective

power to still contribute appreciably to the dynamo action.

Defining R50 as the radius in the planet above which Rm . 50, Duarte et al. [2018] find that R50 ≃ 0.9RJ , due

essentially to the big change of conductivity when molecular H2 fully recombines, while values below R50 ≃ 0.85RJ

seem to be excluded with some confidence. This is consistent with our favorite model (Fig. 6) with or even without

inclusion of the region of compositional change.

Interestingly enough, recent observations of the hemispheric difference in Jupiter’s field geometry [Moore et al.,

2018] are consistent with the superposition of two types of dynamo action, namely a thick shell dynamo, reponsible

for the strong axial dipole, occuring at depth in the metallic region, and a thin-shell dynamo, yielding the observed

hemispheric asymmetry, occuring further up in the envelope. A region of density gradient/layering between these

two regions provides a very plausible explanation for such a separation.

Note that the large-scale field generation also constraints the size and or the magnetic/electric properties of the

diluted core. In case this latter is unable to sustain dynamo action, this implies that the inner convective envelope

108



must be sufficiently large to generate the magnetic field, limiting the maximum extension of the diluted core. This

in turn limits the maximum mass of the central dense core. Indeed, as shown in the previous sections, the bigger

the compact core the smaller (in absolute value) the high order gravitational moments but the bigger the diluted

core. If, however, the conductivity in the diluted core is large enough to generate electric currents, flow motions

generated by density contrasts (due e.g. to ill-mixed elements) and the Coriolis force resulting from Jupiter’s spin

might be able to produce magnetic fields and sustain a geodynamo process similar to the one taking place near the

Earth iron core. In that case, the diluted core might contribute substantially to the field generation, extending the

available domain for global dynamo action. We realyze that at this stage such a discussion is purely speculative

and we hope to motivate dedicated explorations of these issues as Jupiter’s magnetic field generation can certainly

help assessing the reliability of the present structure models.

4.6.5 Evolution

Constraints due to Jupiter’s evolution have been briefly aluded to in §4.4.2. Our favored models suggest an entropy

jump ∆S ≈ 0.3-1 kB/proton between the outer molecular envelope and the inner metallic one (see Fig. 4.9), which

yields a warmer inner temperature for the planet than in the absence of ∆S. This temperature difference, due to the

entropy gradient in the inhomogeneous region, will keep increasing with time as either layered convection and/or

H/He phase separation and helium sedimentation will keep progressing. This yields a heat release from inside to

outside during the planet’s evolution. Jupiter’s observed luminosity today, however, suggests that, if H/He phase

separation does occur in the planet, it must contribute only modestly to its cooling history. This condition can be

fullfilled for several reasons. (1) If a significant fraction of this energy is devoted to heating up the interior (keeping

the inner convective envelope on a high isentrope), the energy release, whatever its source, remains modest along

cooling. Not mentioning the fact that H/He might become miscible again. (2) H/He separation in Jupiter may have

started only recently, contributing negligibly to Jupiter’s luminosity (power) whatever the He sedimentation energy

release. (3) The H/He immiscible region, yielding a temperature gradient, might encompass a relatively modest

fraction of Jupiter’s interior. (4) More interestingly in the context of our favored models, core erosion, if it occurs,

implies that a fraction of the planet’s internal energy must be consumed in the redistribution of heavy elements

against gravity, and thus be transformed in potential energy (see e.g. Stevenson [1985], Guillot et al. [2004]). This

consumption of Jupiter’s available internal energy will speed up the cooling of the planet. Even in the presence

of layered convection, the final energetic balance might eventually decrease or increase the planet’s cooling rate

[Leconte and Chabrier, 2013].

In summary, if the present final models are representative of Jupiter’s present internal structure and composition,

its cooling history should include (i) layered convection, (ii) H/He (or other elements) phase separation plus helium

dropplet sedimentation and (iii) core erosion. Finding out what will be the resulting impact of these three processess

upon the planet’s global cooling history is a higly non trivial task, which can hardly be intuited or inferred with

simplistic models.
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4.6.6 Does the observed outer condition lie on an adiabat?

In this section, we raise an other issue regarding Galileo’s constraints. Galileo’s measurements are taken from 1 to

about 25 bar and in all existing models, including the ones derived in the previous sections, the temperature profile

is supposed to follow an isentrope, starting from the observed value 165 K at 1 bar. It is not obvious, however,

that the deeper profile (between say 1 and 100 bars) does follow an adiabat. The measurements of Galileo show

an increase of heavy element abundance with depth, indicating that, at P ≃ 25 bar, the probe has not reached

yet a well mixed region. In case of departure from adiabaticity, the outermost temperature gradient could then be

larger than the adiabatic one, implying that the real inner entropy profile lies on a warmer isentrope than the one

obtained if one assumes it is given by the P =1 bar, T = 165 K condition.

Let us consider, for instance, the possible impact of rotation. There is presently no well defined theory for turbulent

convection in the presence of rotation so we can only rely on estimates. At the pressure level P ≃ 10 bar in Jupiter

external envelope, the optical depth is τ ≫ 100, so except for the possible impact of rotation, one can safely assume

that the profile is isentropic at this level. This pressure corresponds to ρ ∼ 10−3 g cm−3, g = GMJ/R
2 ≃ 20

m s−2, T ∼ 200 K, and thus a typical convective length l ∼ HP = P/(ρg) ≈ 105 m, about 1% of the planet’s

radius. Assuming all Jupiter internal flux, F ≃ 5.4 W m−2, is transported by convection and using the usual

equations of the Mixing Length Theory [Kippenhahn and Weigert, 1990], this yields a typical suradiabatic gradient

∆∇T0 = (∇ − ∇ad)0 ≈ 10−6 at this pressure level, i.e. a characteristic convective velocity vconv . 1 m s−1. Since

Jupiter angular velocity is ΩJ = vrot/RJ = 1.76 × 10−4 rad s−1, the ratio of inertial to Coriolis forces, known

as the Rossby number, at 10 bars is thus Ro = vconv/(lΩ) & 0.1. Convection at the top of the upper envelope,

where the Galileo measurements have been made, should thus be only moderately affected by rotation. It is also

easily verified that the Coriolis acceleration is much smaller than the gravity, RJΩ2 ≪ g, which allows to perform a

linear stability analysis of the MLT equations in the presence of a Coriolis force, 2Ω×vconv, [Chandrasekhar, 1961].

Additionally, given the value of the Rossby number, this linear analysis can be performed in the strong rotation

limit [Stevenson, 1979]. This yields for the suradiabtic gradient in the presence of rotation in the region probed by

Galileo [Stevenson, 1979]:

∆∇T≃(∆∇T0)3/5

(

Ω2l

g

)2/5

≃ 6 × 10−6. (4.16)

This estimate shows that rotation cannot yield a strong departure from adiabaticity in the outermost envelope

layers of Jupiter, as expected from the inferred Rossby number value, in contrast to deep convective regions (see

e.g. Chabrier et al. [2007]).

Moreover, at a pressure of 1 bar, the atmosphere is composed of alternative superrotating and underrotating stripes

in latitude. Both at the equator, where advection dominates, and in the mid to high latitudes, where geostrophy

applies, one can show that the horizontal variation of temperature due to the winds is of the order of a few percents

in latitude and longitude, with a maximum at the equator (as confirmed by the observations of Fisher et al. [2016]

and the temperature profiles from GCM calculations of Schneider and Liu [2009]). In that regard, the measure-

ment of Galileo are rather an upper bound than a lower bound on the temperature, and the deviations from these
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measurements are small.

In conclusion, it seems quite safe to assume that the external condition defined by the T = 165 K, P = 1 bar

condition lies on an adiabatic profile.

4.7 Conclusion

In this chapter, we have examined models of Jupiter aimed at fulfilling both the most recent Juno observations and

the Galileo constraints. Our calculations were carried out with the Concentric MacLaurin Spheroid method with

all the necessary mathematical and numerical constraints [Debras and Chabrier, 2018]. Because of the tension due

to the high observed abundances of helium and heavy elements in the external envelope and the low values of the

high-order gravitational moments, the number of possible interior models is limited. We verified that, even if the

1 bar temperature observed by Galileo departs from an adiabat because of the impact of rotation, the departure

remains modest enough to take the P = 1 bar, T = 165 K observed values as the external isentrope conditions.

We first showed that the new data from Juno cannot be reproduced with conventional 2- or 3- isentropic homo-

geneous layer models. These latter are not able to match both the values of the gravitational moments and the

external abundance of metals. This first conclusion, which confirms the one of Wahl et al. [2017], is that there must

be at least two regions of compositional gradient within the planet interior.

Our thorough analysis suggests that the planet should be composed of four main regions, namely, moving inward

from the surface: (I) the external isentropic, homogeneous molecular/atomic H2/He/Z envelope, extending down-

ward to about 93% of the radius of the planet, (II) an inhomogeneous domain around P ∼ 0.1-2 Mbar, encompassing

the region of hydrogen pressure ionization, of size about ∼ 10 − 15% of the radius, characterized by a gradient of

composition (∇X,∇Y,∇Z), and an inward positive entropy change, ∆S > 0 (i.e. a locally negative entropy gra-

dient, ∇S = (∂S/∂r) < 0), (III) a second inner isentropic, homogeneous, metallic envelope hydrogen, extending

from the bottom of region II down to 60 − 70% of the radius, lying on a hotter isentrope than the outer envelope

(SIII > SI) with, most likely, a smaller metal mass fraction than in the outer homogeneous enveloped (ZIII < ZI),

and (IV) a diluted Z-rich core composed of volatiles, exhibiting a compositional gradient. Potentially, a central

compact seed can be present, essentially composed of solid iron and silicates.

A major result of this study is that a substantial entropy increase, ∆S & 0.3 kB/proton is necessary in the inhomoge-

neous region II to fullfill all the observational constraints. If not, one needs to invoke very strong differential rotation

to explain the values of the high order gravitational moments, at odds with the estimate of Kaspi et al. [2018] (and

even Kaspi et al. [2017] if ∆S = 0). This suggests the occurence of either suradiabatic layered convection and/or a

first order phase transition, be it hydrogen pressure ionization or H/He phase separation. If this entropy increase

lies in the range 0.3 . ∆S . 1 kB/proton, which seems to be inferred from various relevant physical processes,

the abundance Z of heavy elements in region II must be locally decreasing, i.e. exhibiting a positive gradient of

composition, ∇Z > 0, but an increasing molecular weight i.e. a positive molecular weight gradient, ∇µ > 0, due to

the much larger helium fraction at the bottom of region II. In case of a strong entropy increase in region II, ∆S > 0,
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it is possible to strongly reduce the value of the high order gravitational moments while still fullfilling Galileo’s

external metal abundance, by invoking the presence of a central compact core. The first impact of this latter is to

restrain the mass domain of Jupiter’s interior impacting the moments. Although it is possible to find models with

an inward increasing metal abundance within region II, ∇Z < 0, compatible with Juno and Galileo, they require

such a large ∆S or amount of differential rotation that it seems hardly possible to justify them on physical grounds.

Note that there is a degeneracy of solutions between the change of entropy ∆S in region II and the outer differential

rotation. The stronger ∆S the shallower and weaker the differential rotation, enabling eventually values consistent

with the estimate of Kaspi et al. [2018]. In contrast, if differential rotation extends deeper inward and/or is stronger

than suggested by these authors, the change of entropy across the boundary region can be significantly lowered.

According to the study of Cao and Stevenson [2017], however, the differential rotation cannot extend too deep, as

magnetic reconnection eventually occurs deep in the envelope, leading to rigid rotation.

The entropy jump ∆S in region II is also related to, and can be constrained by other conditions. Namely, (i) the

mass of the central dense core Mc. Indeed, as shown in the study, the mass of the central core is directly correlated

with ∆S (the larger ∆S the larger Mc) and then anti-correlated with the amplitude of the high order gravitational

moments. (ii) The gradient of helium and heavy elements within the boundary region II: the larger the increase in

Y and Z between region I and III (most probably an increase in Y and a decrease in Z), the larger the ∆S required

to reproduce Juno’s data. (iii) At last, ∆S is constrained by the physics of dense matter, namely the nature of

hydrogen pressure ionization (critical temperature and pressure and entropy discontinuity) and by the miscibility

diagram not only of H/He but also of the various dominant heavy elements in metallic hydrogen. Finally, it is worth

pointing out that, even in the absence of a first-order transition, region II, characterized by a strong compositional

change, is prone to layered convection. As examined in §4.6, the inferred profile is indeed consistent with conditions

derived in Leconte and Chabrier [2012] for the presence of layered convection.

The inward decrease of the mean heavy element mass fraction in region II, and thus the oversolar value in the

upper envelope inferred from Galileo, can have different explanations. In case the local temperature at the H2-H+

metallization pressure Pc is lower than the critical (PPT) temperature (T < Tc), nucleation of H+-rich bubbles can

occur, associated with some heavy elements, and move upward across the critical line, enriching continuously the

upper envelope I in (some) heavy elements. Since hydrogen ionization immediately triggers H/He phase separation,

with the formation of drowning He-rich dropplets, this process yields at the same time an enrichment of He and

associated species in the lower envelope III. In case the above temperature condition is not fullfilled, hydrogen

pressure ionization occurs smoothly, there is no bubble nucleation. In that case, the only possibility to enrich the

upper envelope I in heavy elements - except for an external impact - is immiscibility of some species in the H/He/Z

mixture at the relevant temperature and pressure, yielding a large equilibrium concentration of these species in the

low pressure, low temperature molecular phase. In case of an external impact, however, some process (PPT, H/He

phase separation or layered convection) must have occured during Jupiter’s lifetime to prevent homogeneous redis-

tribution of the envelope. As mentioned above, in all cases, it seems difficult to avoid the presence of a first-order

transition or persistent superadiabatic layered convection in Jupiter’s gaseous envelope around the ∼ Mbar region.

Accurate calculations of the planet’s long term evolution are definitely needed to assess or reject the viability of
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some of these static models. As mentioned in §4.6.5, however, properly carrying such calculations appears to be a

task of enormous complexity.

In conclusion, we have derived in this study interior models of Jupiter able to reproduce all the observed stringent

gravitational constraints from the Juno mission and the outer helium and heavy element abundances from Galileo.

As shown above, however, because of the lack of precise characterization of major physical processes, there is

still a degeneracy of possible models. Indeed, neither experimental nor numerical explorations of these processes

provide yet definitive information about the related fundamental questions. This illustrates the tight link between

fundamental physics and astrophysics. Additional constraints also arise from the differential rotation in the planet.

Indeed, high order gravitational moments are essentially only sensitive to the outermost region of the planet,

constraining the available level of differential rotation (see notably Hubbard [1999]). As explained above, more

constraints on differential rotation will bring strong constraints on the change of entropy in the pressure ionization

boundary domain, and subsequently on the mass or even the presence of the central compact core. This issue will

be explored in a forthcoming paper. At last, it is worth mentioning that the most favored models able to fullfill

both Galileo’s and Juno’s constraints, according to the present study, are basically the ones, or at least among the

ones intuited and explored in great details by Stevenson & Salpeter 40 years ago in their two seminal papers and

by Stevenson [1985] !
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Chapter 5

From the core of Jupiter to the

atmosphere of hot Jupiters

This is one corner. . . of one country, in one continent, on one planet that’s a corner of a galaxy

that’s a corner of a universe that is forever growing and shrinking and creating and destroying and

never remaining the same for a single millisecond. And there is so much, so much to see

Matt Smith - Doctor Who

5.1 Introduction

I
n the previous chapters, we were able to constrain the interior of Jupiter thanks to decades of observations and

successive spacecraft missions that have had the opportunity to orbit around the planet. From these models,

we would want to be able to give constraints on the interior of Jupiter like planets accross the galaxy, which

could yield an unprecedented understanding of the physical phenomena at stake during planetary formation and

evolution. However, it is quite obvious that there is not going to be any sattellite orbiting extrasolar planets in the

next decades, at best. Therefore, Jupiter has to be used to infer knowledge on extrasolar giant planets, which has

to be combined with the maximum information we can extract from the limited observations of these far away worlds.

With the discovery of extrasolar planets, numerous new challenges were to solve. The first exoplanet observed, 51

Pegasus b (Mayor and Queloz [1995]), was in itself a puzzle, as no one really expected to observe a Jupiter like

planet 10 times closer to its star than Mercury ! The answer was actually already predicted by the litterature,

where 15 years ago Goldreich and Tremaine [1980] had considered the interactions between a disk and a planet,

showing that Jupiter should have migrated on less than million of years timescales.

Therefore, the first striking discovery is that the solar system is not a template for planetary systems accross the

galaxy. There exists a much wider range of mass, radius, excentricities ... for planets in the Milky Way only.

Typically, planets denominated super Earths and mini Neptunes (see e.g., Winn [2018], Mordasini [2018]) are found

to be relatively common, although none of them exist around our sun. An important consequence is that comparing
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exoplanets to the 8 planets we knew of before the 1990’s is not enough. With more than 20 years of observations,

trends and statistical results can be derived on the repartition of planets accross the galaxy [Santerne, 2018]. Care

must be taken when interpreting these observations. Biases are of primordial importance: to date, no Earth-twin

planet have been found, as they are probably the most difficult to observe, which does not mean they don’t exist.

Similarly, with the Kepler surveys we know more transiting planets that non transiting planets (see notably Morton

et al. [2016] and Figure 5.1), and the distribution subsequently derived must be decorrelated from the observational

preferences, easing the discovery of large, close in planets orbiting small stars.

(a) (b)

Figure 5.1: (a) Number of planets discovered in the last 25 years and their method of discovery. (b) Radius

estimation of the discovered planets on the 10th of May 2016, with the announcement of 1284 newly discovered

planets from Kepler. Credits: NASA Ames

Among these new worlds, the Pegasi-like planets are of particular importance. Their closeness to their parent star

and their size, comparable to Jupiter, make them relatively easy to observe and characterise through both radial

velocity technics and transit photometry or spectroscopy. The radial velocity technics relies on the fact that the

center of mass of the system star plus planet is not exactly in the center of the star [Wright, 2018]. A spectroscopic

analysis will therefore allow to measure precisely the Doppler shifting of the spectral rays of the star due to the

motion relatively to the center of mass of the system, and allow for a determination of the mass of the planet

given that the mass of the star is known (and the inclination of the orbit of the planet relatively to the observer,

the real value is M sin i where M is the mass and i the inclination). Quite logically, the easiest planets to detect

with this technics are the massive planets, far enough from their star to displace sufficiently the center of mass

but close enough so that the orbital period of the planet is short and the amplitude of the Dopller shifting is high.

The Pegasi-like planets are particularly suited for these observations, and 51 Peg b was actually discovered through

Doppler spectroscopy of the star.
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Figure 5.2: Image credit: Josh Winn.

The transit photomotry technics consists in observing the luminosity of a star, and wondering what is the effect of

a planet crossing the line of sight of the observer [Deeg and Alonso, 2018]. When the planet passes between the

observer and the star, during what is called the primary eclipse, there is a dip in the luminosity of the star which is

directly related to the size of the planet compared to the size of the star and the latitude of the transit in the star

coordinates. When the star is between the observer and the planet, during the secondary eclipse, there is another

dip in the luminosity due to the loss of the reflected light of the star from the planet. A schematic representation of

transits is displayed on Figure 5.2. The observations of the luminosity of the star during a full orbital period of the

planet is called a phase curve [Parmentier and Crossfield, 2018], and this phase curve contains clues on the radius

of the planet and its orbital eccentricity (and on atmospheric dynamics, as shown in the next section). Logically,

the easiest planets to detect with this technics are large planets (orbiting small stars) with small orbital distances,

and the Pegasi-like planets are therefore particularly suited to transit photometry.

Additionally, the spectroscopy of a transiting planet can be of particular interest. During the secondary eclipse,

the only light received by an observer is the emitted light from the photosphere of the star. A spectroscopic

analysis of this light allows to characterise the composition of the externalmost layers of the star [Alonso, 2018].

However, during the primary eclipse, a part of the light is completely blocked by the planet, but at the limbs of

the planet, the light received from the star can go through the atmosphere and reach the observer (provided the

integrated optical depth is less than one). Therefore, if the composition of the atmosphere (or rather of the limbs

of the atmosphere) is different from the composition of the star, additional absorption rays will be possible to de-

tect. The transit spectroscopy allows to characterise some regions of the atmosphere of the planet [Kreidberg, 2018].

Because of the unknown on the mass and the uncertainty on the orbit of the potential planet from a phase curve

only, detecting a planet through transit photometry needs to be validated by another observation, typically radial

velocitiesl. As the Pegasi-like planets are suited for both these technics, they are often characterized through both

transiting photometry/spectroscopy and radial velocity. Hence, it is possible to estimate the mass, the radius and
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have clues on the atmospheric composition of transiting, close-in gas giants. Because of their resemblance with

Jupiter but with an orbital radius 10 times smaller than the semi major axis of Mercury thus a much higher re-

ceived flux from their stars, these planets have been denominated "hot Jupiters".

Our knowledge of the planets themselves though remains quite low, because of the difficulty to understand a planet

from very limited observations, at best its mass, its radius and a hint on its atmospheric composition (notably when

coupled to atmospheric retrieval methods, Madhusudhan [2018]. To date, because of the reasons above explained,

hot Jupiters are the best characterized extrasolar planets. Understanding with precision their propriety and com-

position could provide clues on their formation and evolution, and globally on the common physical mechanisms at

stake in all the stages of the life of a planet. Interestingly, because of their small orbital distances hence strong tidal

interactions with their stars, hot Jupiters are expected to be tidally locked (see Baraffe et al. [2010] for a review)

as the Moon is to the Earth. Therefore, half of the planet is expected to receive extreme insolation, while the other

half never receives any light from the star. There is no such antisymmetrical heating of a deep atmosphere in the

solar system, and the understanding of their externalmost layers needed new, comprehensive and extensive studies

(see e.g., for a review on radiative trasnfer Heng and Marley [2018] and Heng and Showman [2015] for atmospheric

dynamcis). As we have shown in Chapter 4, the external differential rotation, winds and temperature structure has

consequences on the internal structure. The dynamics and thermodynamics of the atmosphere of hot Jupiters is

therefore a mandatory piece of the puzzle to understand extrasolar planets.

In this chapter, we first expose the issue of the inflated radius in section 5.2, that exhibits the tight link between

atmospheric conditions of hot Jupiters and interior structure. This lead us to detail the use of global circulation

model to study the evolution of planetary atmospheres in section 5.3. We then detail the understanding of equatorial

superrotation of hot Jupiters prior to this thesis in section 5.4. Section 5.5 concludes on the connection between

interior models and atmospheric dynamics, and we study further atmospheric dynamics in chapters 6 and 7.

5.2 The inflated radius: a connection between atmospheric dynamics

and the interior structure

5.2.1 Observations

In 2000, the star HD209458 was observed both with Doppler imaging and transit photometry (Henry et al. [2000]

and Charbonneau et al. [2000]), and HD209458b (hereafter HD209) became the first planet to be characterized by

two observation techniques. Although its radius and mean density were coherent with the predictions from the

evolution study of Guillot et al. [1996], a more comprehensive work on the atmosphere of strongly irradiated gas

giants (Goukenleuque et al. [2000]) showed that the radius of HD209 was too big for its age and mass. Because of

the closeness to its parent stars, the atmospheric temperature of HD209 is much higher than Jupiter or Saturn, and

one would expect a heated gas to expand, but the degree to which the radius is inflated indicates that the whole

planet is substantially heated up compared to Jupiter or Saturn.

More precisely, let us consider that HD209 is composed of a polytropic gas following the equation of state P = Kργ
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( Jupiter is well approximated by a polytrope with γ = 2, see e.g., Zharkov and Trubitsyn [1978]). From there, the

specific entropy s of the planet can be expressed as (see e.g., Hansen and Kawaler [1994]):

s =
NAkB

µ
ln(K), (5.1)

where NA is the Avogadro number and µ the molecular weight, assumed constant for simplification. Chapter 7 of

Hansen and Kawaler [1994] detail the link between K, and R, the radius: it can be shown that K ∝ M2−γR3γ−4.

Hence, combining it with equation (5.1) and using the fact that the total entropy Stot is of the order of sM :

R ∝ exp
(

γ − 1
3γ − 4

µStot

NAkBM

)

. (5.2)

Hence, for a given mass, the radius of a planet is proportional to the log of the total entropy: a convective planet of

the mass of Jupiter with a much hotter interior than Jupiter would have a significantly bigger radius (for adiabatic

interiors, a higher temperature at a given pressure is equivalent to a higher entropy).

Considering the discussion of Chapter 4, an isentropic interior of a Jupiter like planet can seem surprising. However,

because of the intense stellar irradiation, the temperature at 200 bars, a typical pressure of connection between

the atmosphere and the radiatively inactive interior, is of the order of 2000-3000 Kelvin where Jupiter is ∼ 800K

at the same pressure. Therefore, as we have shown that Jupiter internal temperature might lie at the limit of

hydrogen-helium immiscibility and first order metallisation, hot Jupiters are not expected to undergo a first order

phase transition/separation, and the only opposition to convection would be persistent layered convection. An

adiabatic interior is therefore a rather probable structure.

Almost twenty years after the original discovery of the inflated radius of HD209, numerous hot Jupiters have been

observed and their properties questioned, and the problem of the inflated radius remain. We show on Figure 5.3

the radius as a function of the received flux from all the planets from exoplanet.eu that are sufficiently well char-

acterized. Clearly, there is a trend between size of the radius and received flux.

5.2.2 Kinetic or ohmic dissipation

Guillot and Showman [2002] were amongst the first to explore the issue of the inflated radius on theoretical

grounds. Their main idea is that, considering that hot Jupiters have a convective interior, if a certain amount of

stellar energy is able to reach and be deposited at the limit of the convective zone then it would be advected all

the way to the center by the convective plumes, heating the interior and puffing the planet up. This is confirmed

by the study of Bodenheimer et al. [2001], which showed that the inflation of the radius is independent of location

of the deposition of energy within the convective interior.

The key question is: how to bring stellar energy to the convective interior? Previous studies (e.g, Bodenheimer et al.

[2001] or Lubow et al. [1997]) suggested that tidal heating or eccentricity damping could lead to a non negligible

heating of the interior. However, the timescales to which these phenomena occur make it unlikely for them to be

the reason of the present inflated state of hot Jupiters. Guillot and Showman [2002] showed that the stellar flux is
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Figure 5.3: Radius as a function of the received flux from all the planets discovered with a radius superior to 0.5

times the radius of Jupiter and a mass between 0.2 and 10 times the mass of Jupiter. Horizontal error bars not

displayed for visual aid. Source: exoplanet.eu

unlikely to penetrate deeper than a few bars, and it is quite improbable that this source of energy only would con-

tribute to sufficient heating of the atmosphere. Therefore, their idea is that a part of the stellar flux is transformed

into kinetic energy, that can be deposited deeper by the breaking of planetary waves or Kelvin-Helmotz instabilities.

According to their analysis, a few percent only on the stellar flux needs to be converted into kinetic energy and

dissipated sufficiently deep to explain the inflation of HD209. Earth’s atmospheric study (see e.g., Peixoto and Oort

[1992]) suggest that this percentage is not impossible, although quite important.

Batygin and Stevenson [2010] proposed another interesting idea, extending on the necessity to heat up the interior.

Because of the strong irradiation, one can expect the atmosphere and interior of hot Jupiter to be ionised to a

significant level. As alluded to in the previous chapter when refering to Cao and Stevenson [2017], the zonal flows

cannot be too strong when the medium is highly ionized as Ohmic dissipation prevents strong differential motions.

In the atmosphere of hot Jupiter, the intense forcing and especially the extreme day to night contrast is expected

to trigger intense zonal flows. Roughly, assuming that the temperature gradient between the day side, heated

by the star, and the night side generates a pressure gradient that triggers longitudinal winds, the gradient of the

momentum equation yields:

#»v · #»∇
(

v2

2

)

∼ −1
ρ

Dp
Dt

. (5.3)

Assuming a simplified Newtonian cooling, where an equilibrium temperature is prescribed as well as a relaxation

timescale to converge to the solution (see notably Heng et al. [2011] which details a benchmark Newtonian cooling

scheme for hot Jupiter), one can write:

DT
Dt

=
Teq − T

τrad
, (5.4)
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hence

Dp
Dt

= ρR
Teq − T

τrad
, (5.5)

where τrad is the radiative timescale that varies with depth or pressure and we have used the ideal gas equation

(2.11f) combined with incompressibility: Dρ/Dt = 0. An order of magnitude for the winds U can thus be estimated:

U3 ∼ LR∆Teq

τrad
, (5.6)

where L is a characteristic distance and ∆Teq the difference between the equilibrium day side temperature and

equilibrium night side temperature. Assuming τrad ∼ 104s which is characteristic of the 0.1bar level (Heng et al.

[2011] or Showman and Guillot [2002]), ∆Teq ∼ 1000K a plausible differential heating for tidally locked planets,

R ∼ 4 × 103J.kg−1.K−1 typical for the composition of hot Jupiters [Mayne et al., 2014a] and L of the order of the

distance between the day and night side hence L ∼ πRp with Rp the radius of the planet:

U ∼ 4km.s−1 . (5.7)

This is most probably an overestimated value as it is about two times the sound speed and would lead to the

emergence of Kelvin-Helmotz instabilites (Showman and Guillot [2002] or Fromang et al. [2016]), but shows that

the intense heating is prone to generate extreme winds. Ohmic dissipation can thus significantly heat up the interior

by converting kinetic energy into heat.

Another limit of the above estimation is that such a differential heating, associated with such strong winds, can

lead to a state of equatorial superrotation, as seen on many planets of the solar system: the whole equator would

have a roughly constant prograde speed (depending on height), greater than the velocity arising from the rotation

of the planet alone, reducing the longitudinal temperature gradients because of the strong advection. This situation

was first suggested by Showman and Guillot [2002] for hot Jupiters, and then confirmed by all subsequent studies.

Section 5.4 is devoted to the understanding of superrotation, but we detail here another inflation mechanism that

relies on these strong winds: the advection of potential temperature.

5.2.3 Advection of potential temperature

Tremblin et al. [2017] have detailed another mechanism for heating up the deep interior of hot Jupiters that does not

rely on the direct dissipation of solar energy. Instead, it results of a global balance between the strong zonal winds

excited by the stellar heating and the vertical winds that arise from mass conservation. We here assume that super-

rotation is present at the equator, and justify it in the next section numerically and theoretically in the next chapter.

Anlytically, at the equator, because of North-South symmetry the meridional momentum equation (2.11b) vanishes

and solutions cannot be obtained without the prescription of an additional equation. The idea of Tremblin et al.

[2017] is to define a depth-dependent ratio factor α that characterizes the importance of meridional mass fluxes

relatively to vertical mass fluxes to balance the longitudinal mass fluxes:
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1
r2

∂(r2ρw)
∂r

=
1
rα

∂(ρv)
∂φ

. (5.8)

If α → ∞, then the longitudinal mass fluxes are completely balanced by meridional mass fluxes where they are

balanced by vertical fluxes in the case α → 0. Two questions then arise: how to prescribe α, and what does this

imply for the atmosphere?

The value of α cannot be constructed from first principles, and although one might try to explore the parameter

space the depth dependency of α makes it quite a time consuming task, with hardly meaningful physical results.

Instead, Tremblin et al. [2017] decided to evaluate α from 3D numerical simulations with the use of a global circu-

lation model (GCM, see next section). The issue with 3D GCM is that the time to converge to a steady solution

for the whole atmosphere (down to a few tens of bars) is extremely long, so the values of α cannot be trusted

deeper than ∼ 10bars from the simulations used in Tremblin et al. [2017]. Fortunately, the whole effect pictured in

the paper is not dependent on the deepest value of α, and tests with different constant values of α between 3 and

infinity deeper than 10 bars do not alter the picture.

Qualitatively, α above a few bars is of the order unity, hence the longitudinal mass fluxes lead to non negligible

vertical mass fluxes. Once deep enough in the atmosphere, where the differential longitudinal mass fluxes become

negligible, the differential vertical mass fluxes must vanish as well, which implies that the vertical speeds must

be inversely proportional to ρr2. Hence, the value of the vertical speed at the connection between the radiatively

forced atmosphere, where longitudinal mass fluxes persists, and the quiescent atmosphere determines the motion in

the deep atmosphere. This value is intrisically linked to the α profile in the upper atmosphere. Once in the deep

atmosphere but not yet in the convective regions (which sets is at ∼ 40bars in the absence of radiatively driven

vertical velocities [Chabrier et al., 2004], hence probably deeper in our case), Tremblin et al. [2017] have shown

that:

∂ ln θ
∂ lnP

=
γ − 1
γ

Hradr
2

Ṁrg
, (5.9)

where θ is the potential temperature, Hrad the heating rate from the star evaluated with radiative transfer calcula-

tions [Amundsen et al., 2016] and Ṁr = wρr2 = cte. Hence when the heating rate becomes small enough compared

to the other terms of equation (5.9), between 10 and 100 bars according to Tremblin et al. [2017], the potential

temperature is constant with pressure: the structure is that of an adiabatic structure, although the medium is not

in a convective state. The depth where this situation begins is inversely proportional to Ṁr = wρr2: the larger

the vertical velocity at the junction with the radiatively quiescent atmosphere (hence the larger the α profile in the

upper atmosphere), the higher the atmosphere reaches this potential temperature conserving structure. Hence, the

vertical winds triggered by the stellar heating advect potential temperature in the deep interior. Figure 5.4 shows

the equlibrium thermodynamic profile for a case with α = 2 or α = 100, constant in the upper atmosphere (this

second case corresponds to the case with no vertical fluxes, usually obtained with 1D radiative transfer codes). The

result is clear: the existence of significant vertical mass fluxes heat up the deep atmosphere of the planet, eventually

connecting to a hotter adiabatic structure in the deep interior.

Obviously, none of the processes presented throughout this section are exclusive: Ohmic and kinetic dissipation
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Figure 5.4: Equatorial pressure-temperature structure of the atmosphere at different longitudes for α = 2 (A) or

α = 100 (B) constant in the upper atmosphere. The pink dashed line portrays the thermal profile obtained in the

evolutionary models with extra energy of 1% of the stellar luminosity, leading to a radius increased by 40% while

the inner adiabat of (A) leads to an increase of 60% in the radius.

can increase the effect of radius inflation by advection of potential temperature, and there is no clear consensus on

which is the dominant effect. Nonetheless, these works all show the need to constrain as precisely as possible the

dynamics and radiative behaviour of the atmosphere of extrasolar planets. Analytical arguments are not necessarily

enough regarding the complexity of the mathematical treatment of the Navier-Stokes and energy equations, and

are often driven by the results from numerical simulations. Such simulations are performed with global circulation

models.

5.3 Global Circulation Models

As eluded to in chapter 1, the complexity of the Navier-Stokes equations makes them impossible to solve analyt-

ically for real three dimensional flows. Additionally, the treatment of radiative transfer is a complicated issue of

prime importance in the atmosphere, where the optical depth is small compared to unity [Amundsen et al., 2014,

2016]. The understanding of planetary atmospheres is therefore greatly improved with the use of numerical solvers:

global circulation models, although their treatment of the physics is necessarily idealized. We review in the next

section the simplifications that can be made in the study of hot Jupiters with GCM, before discussing the level of

complexity of the GCM used at the university of Exeter.

5.3.1 Common simplifications

In this section, we detail the physical simplifications performed in different global circulation models. The next

section is devoted to detailing the numerical treatment of the equations. Because of the complexity of a planetary

atmosphere, global scale study cannot be performed without neglecting or idealising some physical phenomena. For
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example, if one wanted to correctly treat the dissipation of energy by turbulent processes, one would need to resolve

the scale at which kinetic energy is transformed into heat. This scale is, with any reasonable theory, many orders of

magnitude smaller than planetary scale on which atmospheric processes happen. Current computational resources

are not able to treat both atmospheric flows and turbulent dissipations on timescale relevant for planetary flows

evolution, and turbulence is prescribed or diagnosed through dissipative terms as physically motivated as possible.

Many such approximations can be performed to include non smaller scale processes or second order correction of

physical processes.

The first simplifications that can be made when using GCM are in the Navier Stokes equations themselves (Eqns.

(2.11a) to (2.11g)). Most GCMs applied to hot Jupiters solve the primitive equations of meteorology, involving

the approximation of vertical hydrostatic equilibrium, and a shallow atmosphere (combining the constant gravity,

shallow-fluid and traditional approximations, see Vallis [2006]; White et al. [2005]). Namely, the primitive equations

assume:

r ≈ Rp and
∂

∂r
=

∂

∂z
, (5.10)

∂p

∂z
= −ρg (5.11)

f ′ = 2Ω cosφ = 0, (5.12)

(5.13)

where z is the local cartesian height and Rp the radius of the planet. This states that the aspect ratio of the

atmosphere is small, hence its height is small compared to its width, and allows as well not to take into account

the metric terms involving the vertical speed w as well as setting f ′ = 0 as it represents Coriolis accelerations due

to vertical motions.

The hydrostatic equilibrium is particularly useful when modelling atmospheres. It states that the pressure is a

strictly increasing function of depth: therefore, depth can be replaced by pressure. This is particularly useful for

hot Jupiters: at a given height, the pressure between the day side and night side can be so different because of

the intense heating experienced in the day side that pressure based coordinates can be more suited to the study of

planetary flows. These primitive equations are solved in the context of hot Jupiter by e.g, Cooper and Showman

[2005], Rauscher and Menou [2012], or Heng et al. [2011]. However, in the very high atmosphere, hydrostatic balance

breaks and this assumption might be too restrictive.

Probably the most restrictive approximation is in the treatment of radiative transfer. A perfect radiative transfer

calculation would require to know both the exact composition of the atmosphere with depth and the radiative

opacities of all the atoms and molecules. This is obviously out of reach. The first numerical study of hot Jupiters

[Showman and Guillot, 2002, Cooper and Showman, 2005] have applied a Newtonian cooling scheme. This consists

in prescribing a radiative timescale, representative of the microphysical equilibration to heat transfers, and an

equilibrium temperature structure towards which the atmosphere would tend if there were only thermodynamical

effects (notably no advection). For hot Jupiters, this mainly implies a hot day side and a cold night side in the
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upper atmosphere and once the optical depth approaches unity this day-night temperature difference tends to zero.

Namely, the energy equation (2.11e) in this approximation writes:

Dθ
Dt

=
θ

T

Teq − T

τrad
(5.14)

where Teq is the 3D equilibrium temperature profile and τrad the radiative timescale, often prescribed as pressure

dependent. The Newtonian cooling allows to treat the radiative transfer in a very simple and efficient way, al-

though the reliability of the results can be questioned. It is therefore a very efficient tool to grasp the essence of the

dynamical and thermodynamical evolution of the atmosphere, but cannot provide actual quantitative prediction.

Mainly, it has been used in the first GCM studies [Showman and Guillot, 2002, Cooper and Showman, 2005] or for

benchmarking [Heng et al., 2011].

Without the use of a complete radiative transfer solver, time and memory consuming for a numerical solver, the

thermodynamics of the atmosphere can be simplified with the use of the two stream approximation with grey

[Rauscher and Menou, 2012] or average opacity schemes [Dobbs-Dixon and Agol, 2013]. However, this has been

shown to yield inaccurate heating rates [Amundsen et al., 2014]. As discussed in [Amundsen et al., 2014], extending

on the work of Showman et al. [2009] and Lewis et al. [2010], one needs to couple the two stream approximation

with the correlated k-method to obtain accurate fluxes and heating rate for hot Jupiter. We will not detail this any

further, and refer to Amundsen et al. [2014, 2016, 2017] and references therein for additional explanation.

Finally, additional physical processes not included in the equations can be approximated by the addition of source

or dissipative terms. Turbulence can be prescribed as a rate of conversion from kinetic to thermal energy, as we

highlighted in the introduction. We also mentioned gravity waves in chapter 1. According to Watkins and Cho

[2010], the damping of the small scale gravity waves should aslo generate a source of heating in the atmosphere.

Unfortunately, these waves are not resolved by GCMs, hence their dissipation is not included in the coarsely

discretized resolution of the Navier Stokes equations. As for turbulence, one could add the thermodynamical effect

of these waves although their dynamical effect is not captured. Quite clearly, there exists numerous other processes

not present in the numerical resolution of Navier Stokes equations, but one must also take care not to generate

spurious effects while trying to simulate physical effects and looking for a maximum number of corrections to the

numerical solver might be misleading. In essence, this paragraph raises the problem of dissipation in a global sense.

We detail this further in the next section, with the presentation of the way our own GCM, the Unified Model, solves

the Navier Stokes equations.

5.3.2 The Unified Model

There are many numerical ways of solving the Navier-Stokes equations, depending on the context and the dominant

physical mechanisms. In this thesis, we have used the GCM of the university of Exeter: the unified model (UM)

[]. We will therefore focus on the method used by the UM as exposed in Mayne et al. [2014a], although other

approaches exist.

The UM is a finite-difference code where the atmosphere is discretised onto a latitude-longitude grid, using a
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staggered Arakawa-C grid Arakawa and Lamb [1977] and a vertically staggered Charney-Phillips grid Charney and

Phillips [1953]. Globally, this states that the values of the physical quantities are calculated at different interfaces

of numerical cells, staggered across the 3D grid with regular spacing in longitude, latitude and radial direction.

Figure 5.5 shows the shape of the staggered grid.

p(i,j,k)
v(i,j-1,k) v(i,j,k)

λ

φ

r

u(i,j,k)

u(i+1,j,k)

w(i,j,k-1)θ(i,j,k-1)

w(i,j,k)

θ(i,j,k)

Figure 5.5: Staggered grid for numerical calculation. v goes from the south pole to the north pole thus has one

more point in latitude. w and θ go from bottom to top of the atmosphere thus have one more point in height. u is

only alternated with other quantities, having the same number of points in longitude. Finally p and ρ are in the

middle of the cell, having the same number of points than u

The code is semi-Lagrangian in space and semi-implicit in time: the code employs semi-Lagrangian advection where

the values for advected quantities are derived at interpolated departure points, and are then used to calculate quan-

tities within the Eulerian grid. For the semi-implicit scheme the temporal weighting between the ith and the (i +

1)th state is set by the coefficient α which can vary between zero and one, and is set to 0.55 in our simulation for

hot Jupiters. For each atmospheric timestep a nested iteration structure is used. The outer iteration performs the

semi-Lagrangian advection (including calculation of the departure points), and values of the pressure increments

from the inner iteration are back substituted to obtain updated values for each prognostic variable. The inner

iteration solves the Helmholtz (elliptical) problem to obtain the pressure increments, and the Coriolis and nonlinear

terms are updated.

The ENDGame (Even Newer Dynamics for General atmospheric modelling of the environment) dynamical core

(the part of the GCM solving the discretised fluid dynamics equations of motion) of the UM is based on the non-

125



hydrostatic deep-atmosphere equations (Staniforth and Wood [2003, 2008]; Wood et al. 2013), and does not make

the approximations incorporated in the primitive equations [White et al., 2005]. The UM also includes a twostream

radiative transfer scheme with correlated-k method, but simpler schemes like Newtonian cooling schemes can be

used.

An important aspect of the UM as applied to hot Jupiters is the treatment of diffusion. This has been explained in

Mayne et al. [2014a], and here we recall the main points. Many astrophysical codes include an artificial viscosity,

where the controlling parameter can be altered to set the level of eddy or turbulent dissipation. Correctly formu-

lated, an artificial viscosity includes the conversion of kinetic energy to heat via terms appearing in the momentum

and thermal energy equation. For GCMs, and in meteorology, the term dissipation represents a similar scheme

where losses of kinetic energy are accounted for in the thermal energy equation. Another scheme also regularly

used in GCMs, is termed diffusion, in this case a similar approach is used to remove kinetic energy, but this is not

accounted for in the thermal energy equation. Such diffusion can be viewed as a numerical tool to remove grid scale

noise. Although the operational version of the ENDGame dynamical core includes no explicit diffusion, in our case,

as with many other GCMs, we have incorporated a diffusion scheme. Whichever scheme is used the loss of kinetic

energy can affect the characteristic flow and the maximum velocities achieved (Heng et al. [2011]; Li and Goodman

[2010]).

Namely, in our working version of the UM, a diffusion operator D is applied to the longitudinal momentum equation

in the form:

D(u) =
(

1
r2 cosφ

)(

∂

∂λ

[

Kλ

cosφ
∂

∂λ
u

]

+
∂

∂φ

[

Kφ cosφ
∂

∂φ
u

])

, (5.15)

where Kλ and Kφ are diffusion coefficients that depends on the resolution and an absolute diffusion coefficient K.

This coefficient cannot be accurately prescribed from physical expectations, and therefore it is chosen to ensure

stability in the scheme rather than reproduce the expected flows. If a measure of the maximum speed of the equator

of hot Jupiters was observationnally provided, a better constrain on K could be derived.

Contrary to completely Eulerian schemes based on finite volume methods, the UM does not have to solve Godunov

schemes: instead, the semi Lagrangian interpolation coupled with diffusion regularizes the solution, preventing the

need for solving shocks conditions. This might actually be an issue for hot Jupiters: the flow can reach speeds of

1 − 2 times the sound speed, but the low resolution of our simulation coupled with the Lagrangian interpolation

would smooth away any situation where a shock should be triggered. That being said, other studies focused on the

study of shocks in hot Jupiters [Fromang et al., 2016, Ryu et al., 2018] have shown that the main features of the flow

remain correct even without shocks. Same applies for instability: the coupling of interpolation, diffusion and low res-

olution might prevent the formation of instabilities, particularly any Kelvin-Helmotz instabilities from strong shear

flows at the equator. It is definitely worth exploring further these issues, particularly for the most irradiated planets.

Finally, it is worth stating that the code has been benchmarked against classical situation for planetary atmospheres.

Notably, in Mayne et al. [2014b] the UM has been shown to qualitatively reproduce the Held-Suarez test [Held and

Suarez, 1994] or expected results for tidally locked Earth like planets [Merlis and Schneider, 2010] and a shallow
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hot Jupiter following [Menou and Rauscher, 2009].

5.3.3 A step further: clouds and disequilibrium chemistry

It must be kept in mind when working on GCMs that incorporating additional physics in a very idealised solver

might lead to erroneous and even worse results compared with the real conditions. For example, considering the

effects of photodissociation in a GCM where chemistry is highly simplified would make no sense. On the other hand,

some physical mechanisms have such dominant effects that not including even a very simplified treatment of them

would be too simple an approximation. A very simple example is the atmosphere of Venus: trying to understand

the thermal structure of Venus without prescribing clouds is quite a complicated task. The same actually happens

for Earth’s clouds: the latent heat of evaporation of water is so high that the impact of clouds on the atmospheric

dynamics cannot be neglected. However, the precise, microphysical description of clouds and their formation and

evolution is far from easy, and an active field of research in the climate science community.

The presence of clouds on extrasolar planets now seems to be confirmed because of the effects on the transmission

spectra of the planets. The most famoux example is the comparative study of ten hot Jupiters by Sing et al. [2016],

with their observations and fit shown in Figure 5.6. This figure tends to show the diversity of atmospheric cloud

coverage, from extremely cloudy where the molecular features are not visible anymore because of cloud opacity to

cloud-free where the absorption lines are dominant in the transmission spectrum. Although care must be taken when

attributing observations to a single physical effect, especially as reproducing transmission spectra is a complicated,

badly constrained inverse problem, the consensus in the community points towards a non negligible importance of

clouds in hot Jupiters.

Recently, Lines et al. [2018b,a] have presented their implementation of cloud physics in the UM, and its application

for the two planets HD209 and HD189733b. Extending on the work of Lee et al. [2016], the cloud model describes

the micro-physics of seed formation (nucleation), surface growth, and evaporation consistently coupled with element

conservation, gas phase chemistry, hydrodynamical mixing, and gravitational settling. This model is notably based

on the works of Woitke and Helling [2003, 2004], Helling and Woitke [2006]. The very idealised representation of

clouds of Lines et al. [2018b] is the most recent model for coupling consistently clouds, dynamics and radiative

transfer. It tends to show a quite significant change in the dynamical and mostly thermodynamical structure of the

atmosphere, because of cloud absorption, and might help explain elemental observations in peculiar atmospheres

[Evans et al., 2016, 2017] or unexpected observed phase curves [Dang et al., 2018].

Finally, it is worth evoking the treatment of chemistry in GCM, as it is a crucial aspect of the thermodynamics of

atmospheres, particularly where there exists a high temperature contrast hence a wide range of possible chimical

reactions. The simplest inclusion of chemistry is through the minimisation of Gibbs free energy G:

G =
l
∑

i=1

µini, (5.16)

where l is the number of considered species, µi the chemical potential of the ith element and ni its number of moles.

This minimisation is constrained by elemental conservation:
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Figure 1 | HST/Spitzer transmission spectral sequence of hot-Jupiter survey targets. Solid 
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Figure 5.6: Figure and caption taken from Sing et al. [2016]. HST/Spitzer transmission spectral sequence of

hot-Jupiter survey targets. Solid coloured lines show fitted atmospheric models with prominent spectral features

indicated. Horizontal and vertical error bars indicate the wavelength spectral bin and 1σ measurement uncertainties,

respectively. Planets with predominantly clear atmospheres (top) show prominent alkali and H2O absorption, with

infrared radii values commensurate or higher than the optical altitudes. Heavily hazy and cloudy planets (bottom)

have strong optical scattering slopes, narrow alkali lines and H2O absorption that is partially or completely obscured

l
∑

i=1

aijni − b0
j = 0 (5.17)

where aij is the number of atoms of element j per molecule i and b0
j is the total number of moles of element j in

the mixture. As the chemical potential depends on temperature and pressure, this minimization is usually done in

an equilibrium situation: after a dynamical timestep, a snapshot of the thermodynamical profile of the atmosphere

is taken, not considering advection or mixing, and the minimisation of the Gibbs energy is performed to update

the chemical abundances. The vast majority of GCM calculations applied to hot Jupiter uses this scheme [Cooper

and Showman, 2005, Showman et al., 2009, Rauscher and Menou, 2012, Mayne et al., 2014a, Heng et al., 2011,
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...]. Although a good approximation and a very efficient numerical method, this scheme supposes that the chemical

transformation are instantaneous. It neglects the advection of chemical species by the winds, into a region where

they would persist in a disequilibrium state, because advection is more efficient than chemical reactions, as well as

photodissociation. In the atmosphere of hot Jupiters, where we have seen that the winds can reach km.s−1 values,

it is not clear whether equilibrium chemistry is well suited.

The implementation of disequilibrium chemistry has been performed by different groups using GCMs for hot Jupiters

[Drummond et al., 2016, Moses, 2014, Agúndez et al., 2014, Tsai et al., 2017, ...]. In Exeter, there has been an

extensive works on the effect of disequilibrium chemistry, presented in Drummond et al. [2016, 2018a,c,b]. This

tend to shows that, althoug numerically expensive, the treatment of disequilibrium chemsitry for highly irradiated

planets can lead to significant changes in the spatial distribution of molecular abundances, with important effect on

the phase curves. At any rate, the treatment of disequilibrium chemistry notably due to vertical and longitudinal

advection requires a proper understanding of the dynamical processes at stake in the atmosphere of hot Jupiters,

which we detail in the next section.

To conclude on this section, we insist on the fact that the understanding of hot Jupiter atmospheres is a highly non

trivial task, and that the degree of idealisation included in the models only allows to grasp the dominant qualitative

behaviour of extrasolar planets. However, there has been suggestions to link the observation of one molecular species

(e.g., H2O) in the atmosphere to the global atmospheric metallicity of the atmosphere, then the total metallicity

of the planet and even formation processes (e.g., Wakeford et al. [2017], Thorngren et al. [2016]). Following the

discussion on this chapter and the previous one, these conclusions seem very bold. First, the disequilibrium chemistry

(and even badly constrained equilibrium chemistry from inadequate radiative transfer calculations) prevents the

direct link between a globally observed abundance of H2O to an atmospheric metallicity, not even mentioning cloud

settling. Then, the internal processes of Jupiter like planets are still not really understood, as we have shown in

chapter 4. As their hotter atmospheres yield a higher internal temperature, phase transitions or separation are

rather unlikely for hot Jupiters, but double diffusive processes such as layered convection or fingering convection

cannot be excluded: the evolution of the atmosphere might be very different from the evolution of the interior of

the planet. Without constrains on the density structure of the planet, from gravitational moments or at least Love

numbers (which even for the well characterized Jupiter is a difficult task), it seems premature to link our limited

observations of hot Jupiters to their evolutionary tracks.

5.4 A deep and robust feature: superrotation

Showman and Guillot [2002] performed the first study of the atmosphere of HD209 using a Global Circulation

Model (GCM). As we have shown already, since this work GCMs have been extensively used to characterise hot

Jupiters [e.g., Cooper and Showman, 2005, Showman et al., 2008, Heng et al., 2011, Rauscher and Menou, 2012,

Dobbs-Dixon and Agol, 2013, Mayne et al., 2014b, Helling et al., 2016]. A common feature emerges from all of

these studies: the atmosphere exhibits superrotation 1 at the equator over a certain range of pressures creating

1We have definded superrotation as a prograde atmospheric wind velocity greater than that arising from the rotation of the planet

alone.
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Table 5.1: Value of the standard parameters for the temperature forced (TF) and radiative transfer (RT) simulations.

Quantity TF RT

Horizontal resolution 144λ, 90φ

Vertical resolution, Nz 66

Dynamical Timestep (s) 1200 30

Radiative Timestep (s) - 150

Initial inner boundary pressure, pmax (Pascals, Pa) 220 × 105 200 × 105

Rotation rate, Ω (s−1) 2.06 × 10−5

Radius, Rp (m) 9.44 × 107 9.0 × 107

Radius to outer boundary, Rtop (m) 1.1 × 107 9.0 × 106

Surface gravity, gp (ms−2) 9.42 10.79

Specific heat capacity (constant pressure), cp (Jkg−1K−1) 14 308.4 13 000.0

Ideal gas constant, R (Jkg−1K−1)(1) 4593 3556.8

Diffusion setting, Kλ (see Section 5.3 for applied coefficient, K ′

λ) 0.158

Horizontal vector laplacian damping coefficient, νλ,φ 0.1 0.0

Vertical vector laplacian damping coefficient, νr 0.0

Vertical, ‘sponge’, damping coefficient Rw 0.15

Temperature characterising intrinsic luminosity of the planet (K), Tint - 100
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Figure 5.7: Examples of calculations from general circulation models of hot Jupiters. Despite the use of different

input parameters, techniques to treat radiation and numerical schemes for atmospheric dynamics, the chevron-

shaped feature appears to be a generic outcome of the hot exoplanet regime. Courtesy of Kevin Heng (panel a,

using the FMS GCM), Emily Rauscher (panel b, using the IGCM), Ian Dobbs-Dixon (panel c, using a customized

code), Nathan Mayne (panel d, using the U.K. Met Office GCM), and Adam Showman (panel e, using the MITgcm).

Panel f shows an analytical model from Heng and Workman [2014] , generalized from the works of Matsuno [1966],

Gill [1980], Showman and Polvani [2011]. Figure and caption taken from Heng and Showman [2015].
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a coherent zonal ‘jet’. On Figure 5.7 are gathered the 3D GCM results of different groups, all clearly exhibiting

equatorial superrotation. The Figure and caption are taken from Heng and Showman [2015].

Aditionally, observations have detected an eastward shift from the substellar point of the maximum brightness of

the atmosphere of hot Jupiters [Knutson et al., 2007, Zellem et al., 2014]. Superrotation would produce such a shift,

with the advection of heat by fast winds, and is the best candidate to explain this feature. However, it is worth

noting that a recent measurement has inferred an opposite, westward shift for COROT–2b [Dang et al., 2018],

suggesting additional complexity.

In this section, we expose the numerical robustness and qualitative aspect of superrotation on hot Jupiters, based

on the study we have performed in 2017 [Mayne et al., 2017]. The analytical treatment of superrotation in the

particular case of hot Jupiters is studied in the next chapter.

The main idea of Mayne et al. [2017] was to test the robustness of superrotation in the limits of our understanding of

the physical conditions prevailing in hot Jupiters. Notably, the treatment of the deep regions of the atmosphere is of

prime importance: a change in the initial inner temperatures can affect the convergence of the atmospheric dynamics.

We report in Table 5.1 the reference parameters used in the simulations, also used in chapter 7. The ’temperature

forced’ simulations corresponds to Newtonian heating with the prescription of an equilibrium temperature and a

radiative timescale following Iro et al. [2005], whereas the ’radiative transfer’ resolves consistently the equations of

radiative transfer in the two stream corollated k method [Amundsen et al., 2016].

(a) (b)

Figure 5.8: Zonal average of the density times the zonal average of the zonal velocity, averaged in time between 9000

and 10 000 days as a function of pressure and latitude for (a) an atmosphere initialised with the temperature profile

of Iro et al. [2005] and no velocity, (b) an atmosphere initialised with a strong meridional temperature gradient at

depth.
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The Mayne et al. [2017] paper was willingly a numerical, exploratory paper, hence the main results are the shape

of the mean flow under various physical conditions. The first conclusion is that there are qualitative differences

between the temperature forced and radiative transfer case: an attempt to compare a thermodynamic structure of a

simulated atmosphere to actual observations would need to be done with a consistent treatment of radiative transfer.

Considering superrotation, we have tried without success to suppress superrotation in the atmosphere of hot Jupiters

by changing initial conditions and physical parameters (except the diffusion as we know that this parameter is es-

sential in superrotation, see e.g., Komacek and Showman [2016]). The most limiting case is the case with a strong

equator to pole temperature gradient in the deep interior. In Figure 5.8, we compare the values of the zonal average

of the density times the zonal average of the zonal velocity between an atmosphere initialised with the temperature

profile of Iro et al. [2005] and no velocity and an atmosphere initialised with a strong meridional temperature

gradient at depth, averaged between 9000 and 10 000 days of simulation.

Clearly, superrotation in a ’usual’ case (Figure 5.8a) is much broader and stronger in amplitude than superrotation

in the strong temperature gradient case (Figure 5.8b). With constant diffusion and radiative timescale, Figure 5.8b

is the less extended and weakest superrotation we could obtain, and we could not suppress superrotating flows in

the atmosphere.

(a) (b)

Figure 5.9: Zonally averaged equatorial kinetic energy as a function of pressure and latitude for (a) temperature

forced simulation and (b) radiative transfer simulations.

Another important question we wanted to adress in Mayne et al. [2017] was the convergence to a steady state of

our simulations. In numerous papers it is often stated that some figure are extracted from "a steady state of the

simulation". We show in Figure 5.9 the evolution with time of kinetic energy in the temperature forced and radiative

trasnfer cases. If the high atmosphere, above 0.1 bar, seems to converge quickly to a state where kinetic energy is

133



constant with time, deeper pressure range are yet not converged after 10 000 days. Notably, the deep atmosphere

seems to be converging to an adiabatic structure with time (at least up to a few bars), consistent with the picture

of the radius inflation by advection of potential temperature [Tremblin et al., 2017] exposed in the previous section.

To conclude this section, we highlight two other results of Mayne et al. [2017]. First, the equatorial superrotation

does lead to an eastward shift of the hot spot, as observed by Knutson et al. [2007], Zellem et al. [2014], and shown

in Figure 5.7 d. Although this is not a proof that the hot spot shift is due to superrotation, superrotation can

be responsible of this shift. Finally, we have studied the non linear accelerations, to assess whether the balance

between vertical and meridional eddy momentum fluxes proposed by Showman and Polvani [2011] indeed happens

for steady states (or at converged states in the high atmosphere). The picture from Mayne et al. [2017] seems to

be more complex than the simple view proposed by these authors (the work of Tsai et al. [2014] is more relevant

for the equilibration of superrotation). We study further the spin up of superrotation in chapter 7.

5.5 Conclusion

In this chapter, we have shown the importance of understanding the atmospheric dynamics of giant planets, and

particularly hot Jupiters. From chapter 4, we already knew that the winds can alter the determination of internal

structure, because of the variation of density they lead to and therefore the change of the estimated gravitational

moments [Kaspi, 2013, Kaspi et al., 2017, 2018]. In this chapter, we have detailed further the connection between

atmospheric dynamics and the observed inflated radius of hot Jupiters: dissipative processes such as kinetic energy

deposition or ohmic dissipation [Guillot and Showman, 2002, Batygin and Stevenson, 2010] are triggered by the

strong dynamical forcing of the atmosphere. The advection of potential temperature on the other hand Tremblin

et al. [2017], is a purely dynamical process that links the equatorial superrotation to deep mass fluxes. Globally,

the thermal structure of the deep atmosphere is at any rate strongly affected by the external dynamics.

From there, we have exposed the numerical methods to study the atmospheric dynamics of hot Jupiters: GCMs.

Numerous GCMs have to date been applied to hot Jupiters, with various level of sophistication from the primitive

equations with Newtonian cooling scheme to full hydrodynamics equation with radiative transfer and cloud settling

and growth included [e.g., Cooper and Showman, 2005, Menou and Rauscher, 2009, Heng et al., 2011, Dobbs-Dixon

and Agol, 2013, Mayne et al., 2014a, Amundsen et al., 2016, Helling et al., 2016, Lines et al., 2018b, Drummond

et al., 2018b, , ...]. The various approaches allow to asses the importance and qualitative effect of different physical

processes. It seems that the treatment of clouds and non equilibrium chemistry, although a complicated issue, might

change parts of our understanding of these far away worlds.

Despite the possible uncertainties, several features are qualitatively, yet robustly reproduced, across most of the

GCMs applied to hot Jupiters, in particular the occurrence of a superrotating equatorial jet (coherent zonal flow).

This jet is seemingly confirmed by observations of a shift in the brightest part of a hot Jupiter atmosphere away

from the substellar point, observed via phase curves and suggested to be caused by winddriven advection [Knutson

et al., 2007, Zellem et al., 2014] by a super-rotating equatorial jet. We have detailed the qualitative aspect of

superrotation, as well as its robustness as we have done in Mayne et al. [2017].
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Superrotation therefore appears as a robust and essential feature to understand conditions prevailing on hot Jupiters.

As part of this thesis, I have therefore tried to improve the analytical understanding of equatorial superrotation on

Pegasus-like planets, notably in order to assess the validity of the diverse numerical findings. This is presented in

chapter 7. In the next chapter however, I detail ECLIPS3D, a code that solves for waves, steady linear circulation

and instabilities for 3D planetary atmospheres. The idea behind this code was to test the stability of superrotation,

as well as the details of the transition to superrotation. Mainly limited by resolution issues, the use of the code

has been less enlightning than expected, but it remains a powerful tool to obtain insight into the linear processes

relevant to hot Jupiter conditions, and is used through chapter 7. The numerical and analytical details of ECLIPS3D

presented in the next chapter can thus be skipped at first reading.
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Chapter 6

ECLIPS3D

Lorsque, la brave machine, dans un éclair de lucidité, a compris combien elle

était moche et mal fichue, elle décida courageusement, de se supprimer.

Prunelle - Gaston, Le gang des gaffeurs - Franquin

6.1 Introduction

T
he study of the influence and propagation of waves in planetary atmospheres is often performed under sev-

eral simplifications, most notably the assumption of a zero or zonally–symmetric and constant initial zonal

flow [e.g. Kasahara and Qian, 2000], or restriction to a beta–plane solution [e.g., Lindzen, 1967]. Such

simplifications allow analytical prediction of the key wave mechanisms, and in some cases a complete understanding

of their structure [even in the mathematical sense, see Matsuno, 1966].

Despite the simplifications, such studies have allowed significant insight into atmospheric dynamics, for example,

Wheeler and Kiladis [1999] demonstrate that the propagation of waves can be linked to convective motions in Earth’s

atmosphere, and the resulting description matches analytical theories [e.g., Vallis, 2006, Holton, 1992] remarkably

well. Baroclinic and barotropic instabilities are also known to have an impact on the circulations of planetary

atmospheres [see Williams, 2003].

However, for more complex mean flows, or situations where individual terms in the hydrodynamical equations are

not clearly dominant analytical treatments rapidly become impractical. Additionally, some wave structures, or

modes, are only supported by the full equations, being effectively ‘filtered’ out by the simplifications. Notably,

Wang and Mitchell [2014] numerically identify a Rossby–Kelvin wave mode for a planetary atmosphere that can

not be recovered in the quasi–geostrophic equations.

In order to study the wave mechanism at stake during the evolution of hot Jupiter atmospheres, the transition

to superrotation and its stability, we have developed a code, ECLIPS3D (Eigenvectors, Circulation and Linear

Instabilities for Planetary Science in 3 Dimensions) which we benchmark in this work. More globally, this code can
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be used in the study of linear stable or unstable modes within any planetary atmosphere from an arbitrary initial

steady state. The adaptability of ECLIPS3D makes it easy to change to study such wave mechanisms in other

geometries and physical situation (planetary or star interiors, disks, etc...).

We expand upon Thuburn et al. [2002b], who studied propagating wave modes in an axisymmetric atmosphere

at rest, to include linear modes in an atmosphere with a steady background flow, in three dimensional spherical

coordinates. We detail the structure of ECLIPS3D including the equations solved and the process of obtaining a

solution. We detail the different sets of equations implemented (axisymmetric 2D, 3D, two-layer equivalent depth)

as well as the time-dependent or independent solutions (waves, instabilities and standing circulation). Finally,

we have implemented a posteriori calculation of an energy equation for a given solution. These semi–analytical

results allow the verification of the frequency of the modes (and the growth and damping rate for instabilities),

as well as isolation of the dominant mechanism providing insight into the physical phenomena driving the instability.

In Section 6.2, we outline the equations implemented in ECLIPS3D (with the full equations detailed in Appendix

B.1), and the procedure for solving them, alongside the method of calculating the energy equation. We then bench-

mark ECLIPS3D against a range of classical calculations of waves, instabilities and circulations in Section 6.3,

including a setup similar to Showman and Polvani [2011]. Finally, we draw conclusions and comments on future

developments and applications for ECLIPS3D in Section 6.4.

6.2 The algorithm

6.2.1 Linearised equations

Thuburn et al. [2002b] showed that even the simplest atmospheric waves exhibit behaviour that cannot be accu-

rately expressed by separating variables [requiring a height–dependent shift in latitude, see Thuburn et al., 2002b,

for details]. Therefore, in the general case, no assumption can be made on the mathematical expression of the wave

regarding spatial coordinates. As our steady state is arbitrary, we will linearise the full equations with no simpli-

fication. We adopt here the inviscid Navier-Stokes equations, but viscosity or diffusion could be straightforwardly

added (as done for example in Section 6.3.5 and Appendix B.1.5). The basic equation set are equations (2.11a) to

(2.11g) that we recall here:

Du

Dt
− 2Ωv sin(φ) + 2Ωw cos(φ) +

1
ρr cos(φ)

∂p

∂λ
+
uw

r
− uv tan(φ)

r
= 0, (6.1a)

Dv

Dt
+ 2Ωu sin(φ) +

1
ρr

∂p

∂φ
+
vw

r
+
u2 tan(φ)

r
= 0, (6.1b)

Dw

Dt
− 2Ωu cos(φ) +

1
ρ

∂p

∂r
+ g − u2 + v2

r
= 0, (6.1c)

Dρ

Dt
+ ρ

(

1
r cos(φ)

∂u

∂λ
+

1
r cos(φ)

∂

∂φ
(v cos(φ)) +

1
r2

∂

∂r

(

r2w
)

)

= 0, (6.1d)

Dθ

Dt
=
θ

T

Q

cp
, (6.1e)
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p = ρRT, (6.1f)

θ = T

(

p0

p

)
R
cp

, (6.1g)

where u,v and w are the components of velocity in the longitudinal (λ), latitudinal (φ) and vertical (r) directions,

ρ is the density, p the pressure, T the temperature, θ the potential temperature, p0 a reference pressure, R is the

gas constant, cp the heat capacity, g the gravitational acceleration (and is a function of r, see Appendix B.1.1),

Ω the rotation rate of the planet, r the radial distance from the centre of the planet, λ the longitude, φ the lati-

tude and finally Q is the heating rate (if present). Equations (6.1a) to (6.1c) represent momentum conservation,

(6.1d) mass conservation, (6.1e) conservation of energy, (6.1f) is the equation of state (here an ideal gas) and (6.1g)

defines potential temperature, closing the set. Thuburn et al. [2002b] showed that potential temperature is more

appropriate than normal temperature for studies of the linear modes. Finally, D/Dt is the Lagrangian or material

derivative and t is time.

Solving for waves or instabilities then requires linearising these equations. We follow the definitions of Thuburn et al.

[2002b] for the perturbed variables (this scaling comes from Daley [1988]), which greatly simplify the equations when

the steady state is axisymmetric and at rest, and therefore allows for easy comparison with the work of Thuburn

et al. [2002a]. Namely, we write:

u′ = ρi (u− ui) , (6.2a)

v′ = ρi (v − vi) , (6.2b)

w′ = ρi (w − wi) , (6.2c)

p′ = (p− pi) , (6.2d)

θ′ =
gρi

θi
(θ − θi) , (6.2e)

where a prime denotes a linearised variable and an i subscript the initial steady state.

If the heating rate Q is non zero, it has to be properly included in the linearised equations. When solving for waves

and instabilities, we simply linearise Q and include it in the left hand side of the equations. This is detailed in

Appendix B.1.4. When looking for steady, linear circulation (and not free or forced waves) Q(r, φ, λ) is specified

and considered small enough to only trigger a linear response. A dissipative mechanism must also be added in order

to reach a linear steady state. This setup is similar to that of Showman and Polvani [2011], which is one of our

benchmark cases, and is detailed further in Appendix B.1.5.

Thuburn et al. [2002b] considered the linearised equations for the case where the initial atmospheric state is axisym-

metric, in hydrostatic balance and at rest. In the more general case linearisation of each of the terms from Eq.(6.1)

must be completed as shown in Appendix B.1, alongside the resulting final equation set Eq.(B.2-B.5). These final,

linearised equations are then discretised and solved within ECLIPS3D as detailed in Section 6.2.4. Additionally,

we have implemented a two-layer model following Showman and Polvani [2011], based on their equations 9 and 10

(linearised versions of which are given in Appendix B.1.3). Other equation sets (e.g., shallow water, anelastic, ...)

and geometries could be implemented within ECLIPS3D with relative ease if required.
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6.2.2 Boundary conditions

For inviscid flows, there must be no normal flow at the limits of the domain in order to obtain a well posed problem

with complete boundary conditions. Namely, we impose that v′ cos(φ) tends to zero at the poles, and w′ is zero

at the top of the atmosphere as a no escape condition. At the inner boundary, we impose a solid boundart with

w′ equals zero. For hot Jupiters, this requires to the modeled domain to extend to high enough pressures for the

atmosphere to reach a quiescent region not involved in the acceleration of superrotation. This inner boundary

condition can be easily changed if mass flows or energy transfer with the deep atmosphere need to be considered.

If the density of the upper atmosphere is too low, unphysical velocities might arise. In the physical applications of

ECLIPS3D so far, we have solved this problem by reducing the extent of the atmosphere but a smoothing of the

higher atmosphere could be implemented [as done for example in GCMs, see Mayne et al., 2014a,b].

6.2.3 Energy equation

Following the method of Thuburn et al. [2002b], we calculated an energy equation by combining the linearised Eu-

ler equations and integrating them over the whole atmospheric volume with appropriate boundary conditions. We

derive this equation in the same context as Thuburn et al. [2002b], with an initially axisymmetric, hydrostatically

balanced atmosphere at rest. The general case is shown in Appendix B.2. We assume that the linearised variables

X ′ can be expressed as X ′(r, φ, λ, t) = X(r, φ)e−i(σt+mλ), where the real part of σ is the mode frequency and its

imaginary part the growth rate (if nonzero), X(r, φ) ∈ C, as explained in 6.2.4, and m ∈ Z:

∫ 2π

0

∫ π/2

−π/2

∫ a+H

a

[

2σρiE − F (uw⋆ + u⋆w) + f (uv⋆ + u⋆v) − m

r cosφ
(up⋆ + u⋆p) − (wθ⋆ + w⋆θ)

+
1
r

(

v⋆ ∂p

∂φ
− +

p⋆

cos(φ)
∂

∂φ
(v cos(φ))

)

+ w⋆ g

c2
i

p− N2
i

g
wp⋆w⋆ ∂p

∂r
− p⋆

r2

∂

∂r

(

r2w
)

]

r2 cos(φ)
ρi

drdφdλ = 0, (6.3)

where ⋆ denotes the complex conjugate, with f = 2Ω cos(φ), F = 2Ω sin(φ), a the radius of the planet, H the height

of the top of the atmosphere and E = 1/2
(

(|u|2 + |v|2 + |w|2)/ρi + |θ|2/ρiN
2
i + |p|2/(ρic

2
i )
)

the sum of the kinetic,

thermobaric and elastic energies of the perturbation, with N2
i and c2

i the initial buoyancy frequency and sound

speed, respectively. Using integration by parts we can express:

σ = − 1
∫ ∫ ∫

V
Er2 cos(φ)drdφdλ

×
∫ ∫ ∫

V

1
ρi

ℜ
[

f (uv⋆) − F (uw⋆) − m

r cosφ
(up⋆) − (wθ⋆) +

1
r

(

v
∂p⋆

∂φ

)

+
(

w
∂p⋆

∂r

)

+
g

c2
i

(wp⋆)
]

r2 cos(φ)drdφdλ, (6.4)

with V the volume. This is possible only if
∫ ∫ ∫

V
Er2 cos(φ)drdφdλ 6= 0 which is the case when N2

i > 0. For this

work we assume a stably stratified atmosphere (N2
i > 0). As stated by Thuburn et al. [2002b], Eq.(6.4) shows that

σ can only be real in this case and no instability can grow around an atmosphere at rest with no heating and the

boundary conditions we have described.
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Once the variables u′, v′, ... are known Eq.(6.4) can then be integrated numerically in ECLIPS3D and be used to

verify the obtained frequency and identify the dominant physical processes (e.g., in Section 6.3.1 we show that an

acoustic wave is largely dominated by the terms involving the pressure, whereas a Rossby wave is dominated by

the f and F terms).

6.2.4 Method of solution

The derived linearised equations of motion can be expressed as:

D

























u′

v′

w′

p′

θ′

























= 0, (6.5)

where D is a differential linear operator. If we introduce the operator A being:

A =



























∂

∂t
0 0 0 0

0
∂

∂t
0 0 0

0 0
∂

∂t
0 0

0 0 0
∂

∂t
0

0 0 0 0
∂

∂t



























. (6.6)

It is clear that A commutes with D as the latter is only time–dependent through the ∂/∂t terms. Therefore, the

vector sub–spaces of D remain stable upon application of A. As A is diagonal the kernel of D can be decomposed

on the eigenvectors eσ of A. Such eigenvectors are well known: eσ ∝ e−iσt where σ ∈ C (the −i term is just

the convention we choose. The real part of σ is therefore the frequency and the imaginary part the growth rate).

Therefore, coupled with appropriate boundary conditions, we can then solve Eq.(6.5) by decomposing them as:





















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θ′(t, r, φ, λ)






















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=
∑

σ

























û(r, φ, λ)

v̂(r, φ, λ)

ŵ(r, φ, λ)

p̂(r, φ, λ)

θ̂(r, φ, λ)

























exp−iσt, (6.7)

with û, v̂, ŵ, p̂, θ̂ ∈ C and remembering that the evolution of the perturbed quantity is then the real part of the

above expression. The actual solution is an infinite sum over all σ but the eigenmodes, and therefore the waves,

are the individual projections to a single value. It is worth noting that, a priori, σ could take continuous values.

For an atmosphere initially at rest, Matsuno [1966] show that only discrete values are solutions, but on the other

hand baroclinic waves exhibits a continuous range of frequencies (see e.g., Charney [1947])
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Time–dependent solution

From the discussion above, we can re-write our equations as a complex eigenvalue–eigenvector problem:

B
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


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
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

u′
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













, (6.8)

with B = D − A. Eq.(6.8) can become difficult or even impossible to solve analytically. However, Thuburn et al.

[2002b] discretise this equation using a staggered grid of points, turning the analytical matrix B into a finite

numerical matrix. This allows spatial derivatives to be calculated using finite differences. The staggered grid

was selected carefully for precision and stability by Thuburn et al. [2002b], where the 2D axisymmetric version is

presented. We adopt a staggered grid in ECLIPS3D, shown in Figure 6.1, which resembles the one used in Thuburn

et al. [2002b] (and is similar to the one used in the UM, section 5.3) but adapted to 3D and with different staggering

of the u and v variables at the poles to simplify the boundary condition.

We have Ntot = Nλ(2NφNr + (Nφ + 1)Nr + 2Nφ(Nr + 1)) points in our grid, with Nλ, Nφ and Nr being the

number of points in each coordinate, meaning the matrix B will be of size (5 ∗Ntot)2 as there are 5 inter–dependent

variables. However, each variable at a given point only depends on the values of all variables over the closest points

in the grid. Therefore, B is an extremely sparse matrix.

Once the matrix B is filled with discretised values from Eq.(6.8), at the staggered grid points we must find the

eigenvectors of this matrix. ECLIPS3D uses the ScaLAPACK1 library for parallel linear algebra [Blackford et al.,

1997]. To express the eigenvectors of a complex matrix we first calculate the upper Hessenberg form of the matrix,

then find the Schur decomposition before identifying the eigenvectors themselves 2. Finally, the eigenvectors are

returned to their original form via multiplication with the matrix of transformation.

However, this process of solving for the eigenvectors yields an eigenvector for each row in the matrix. From this set

we must select those of interest, representative of physical modes in the atmosphere in question. To identify the

interesting eigenvectors we employ two methods. Firstly, for instabilities with positive exponential growth rates,

we assume that the modes that will lead the dynamical instability have the highest growth rate, and only select the

fastest growing modes. For the case of no instability we first filter out modes arising from numerical errors (e.g.,

extreme values at the poles), and then manually select modes from the solution set. Analytical expectations then

determine the modes of interest.

1http://www.netlib.org/scalapack/
2Handled by ScaLAPACK routines PZGEHRD, PZLAHQR and PZTREVC, respectively.
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Figure 6.1: Figure showing a cell of the 3D staggered grid adopted in ECLIPS3D, based on Thuburn et al. [2002b]. i

discretises the longitudinal variable λ, j the latitude φ and k the radial variable r. u and v are staggered in latitude,

with v running from the south to north pole and thereby having an additional latitude point. p is staggered in

height with w and θ with the latter two variables running from the bottom to the top of the atmosphere resulting

in an additional height point.

Time–independent solution

For the case of a steady circulation, without time–dependence and with constant heating rate Eq.(6.5) can be

expressed as:

C ∗

























u′

v′

w′

p′

θ′

























=





























0

0

0

γRρi
Qi

cp
gρi

Ti

Qi

cp





























, (6.9)

where C is similar to B in Eq.(6.5) with the inclusion of a drag term if required (see Appendix B.1.5). Solving

this problem is much easier than the time–dependent case, as we just need to express C on the staggered grid and

invert it to obtain the unique solution to these equations.
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6.2.5 Maximum Resolution

Because eigenvectors problems are time and memory consuming and numerically solving for eigenvectors does not

behave linearly with the number of points in the matrix, the resolution of ECLIPS3D cannot be very high, at least

in its current version. Namely, the 2D problems (axisymmetric, two layer or barotropic equations, see next section)

can solve for modes with 100 × 100 points in less than a day of calculation. Unfortunately, the parallelization of

eigenvector calculations is still an issue in the computer science community, and increasing the number of processors

does not significantly accelerate the calculations. Higher resolution problems therefore take much longer (from the

benchmarking we have done, the computational time scales as roughly between N2
tot and N3

tot). Additionally, using

too many processors at some point becomes prohibitive because of the communication delay, and using insufficient

processors quickly leads to saturation of the available memory as the memory usage required for the matrix inversion

is high (see the ScaLAPACK documentation for details).

These conclusions directly apply to 3D, where the maximum resolution we have used is 25×25×25 points, although

it is not an absolute limit. This resolution on 64 processors took about four days of calculation, showing the limits

of ECLIPS3D in its current version. We are working on adapting ECLIPS3D for sparse matrices library (as the

matrix to solve is extremely sparse) and are following the developments in computer science research regarding

eigenvector calculations.

However, for time-independent solution, hence matrix inversion, the resolution can be much higher because invert-

ing a matrix is well parallelized and not so time nor memory consuming. For example, for 25 × 25 × 25 points it

takes less than an hour on 16 processors.

Finally, we stress that the symmetries of the problem can lead us to restrict our study to only one hemisphere, and

we therefore solve the problem at the same resolution with half the number of points, reducing the computational

cost. In this chapter for example, the modes we present are always symmetric about the equator as this is relevant

for hot Jupiters, but ECLIPS3D can solve for both symmetric and antisymmetric modes at the equator, with a

slight change in the conditions at the limits of the staggered grid (although the actual boundary conditions remain

the same).

6.3 Benchmarking

We have applied ECLIPS3D to five well studied cases from the literature to benchmark the code. These tests are

explained in this section. First we reproduce the results of Thuburn et al. [2002b] for a simple, hydrostatically

balanced and zonally symmetric atmosphere at rest (Section 6.3.1). This is followed by the case of an unstable jet

providing a steady initial circulation as introduced by Wang and Mitchell [2014] (Section 6.3.2). We also present

results for the baroclinic instability test of Jablonowski and Williamson [2006], Ullrich et al. [2014] (Section 6.3.3).

In order to implement longitudinal variation in the steady state, we study the stability of Rossby-Haurwitz waves

[Haurwitz, 1940], as done in Thuburn and Li [2000]. Finally, ECLIPS3D is applied to the case of a linear steady

state circulation with atmospheric drag following Komacek and Showman [2016] (Section 6.3.5).
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6.3.1 Initial atmospheric rest state

Mode Acoustic Acoustic Gravity Rossby Rossby Kelvin

Thuburn 3.27 × 10−2 2.87 × 10−4 1.88 × 10−4 −1.46 × 10−5 −3.07 × 10−6 3.14 × 10−5

ECLIPS3D 3.28 × 10−2 2.87 × 10−4 1.88 × 10−4 −1.46 × 10−5 −3.02 × 10−6 3.08 × 10−5

Energy equation 3.37 × 10−2 2.86 × 10−4 1.88 × 10−4 −1.46 × 10−5 −3.08 × 10−6 3.00 × 10−5

Table 6.1: Comparison between the frequencies obtained for a sample of different types of waves (see Section 6.3.1)

presented in Thuburn et al. [2002b] and those identified in this work using ECLIPS3D. The semi-analytical values

from the a posteriori energy equation are also given. All these modes have a longitudinal wavenumber m = 1.

We first apply the 2D, axisymmetric version of ECLIPS3D to solve for the eigenmodes of an initially axisymmetric,

hydrostatically balanced atmosphere at rest following Thuburn et al. [2002b]. This version of ECLIPS3D needs

to assume an integer wavenumber m in longitude, as in Thuburn et al. [2002b]. Table 6.1 shows the frequencies

of the modes from both this study and that of Thuburn et al. [2002b] revealing agreement better than 3%, the

discrepancies are due to slightly different initialisations and grid staggering. When matching their setup exactly

we return matching results to within machine precision. Additionally, our resulting eigenfunctions have the same

shape in height and latitude and global values as those found in Thuburn et al. [2002b]. For example, we isolate

and present both an acoustic and Rossby wave recovered by ECLIPS3D in Figures 6.2 and 6.3, to be compared to

Figures 1 and 2 of Thuburn et al. [2002b].

The difference in the forcing mechanisms between acoustic and Rossby waves, namely the pressure gradient and

Coriolis force, respectively, mean we expect their global features to differ. The calculations from our energy equa-

tion, shown in Table 6.1, are in excellent agreement with the obtained numerical frequencies. These calculations

also allow one to investigate the restoring force. For example, for the Rossby waves the f and F terms of Eq.(6.4)

account for 90% of the value of σ, whereas they are negligible compared to the terms involving the pressure, and

its derivative, for the acoustic waves.

Although this problem is axisymmetric, it can be used to test the 3D version of ECLIPS3D. In Figure 6.4 we

present a single mode from the 3D case, to be compared to Figure 6.2. For this mode (and the other modes not

presented explicitly here) we obtain the same height and latitude behaviour. For the additional dimension, longi-

tude, we recover oscillatory modes with an arbitrary integer number, 2m, of zeros in longitude (corresponding to a

wavenumber m). The frequency of the obtained modes again, as with the 2D version of ECLIPS3D, match those of

Thuburn et al. [2002b] to better than ∼ 3% (in this case errors are also introduced by the discretisation in longitude).
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Figure 6.2: Values of the five perturbed variables u′,v′,p′,w′ and θ′ obtained with ECLIPS3D for an acoustic wave

with longitudinal wave number 1, with units proportional to their influence on the energy of the wave (as our

solutions are from linear theory all values are defined relative to an unknown proportionality value). This mode is

to be compared to Figure 2 of Thuburn et al. [2002b]
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Figure 6.3: Same as Figure 6.2 but for a Rossby wave, to be compared with Figure 1 of Thuburn et al. [2002b].
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Figure 6.4: Same as Figure 6.2 but from the 3D version.

6.3.2 Steady state circulation: unstable jet

The next benchmark case is a steady state which includes an initial velocity field. Here we follow Wang and Mitchell

[2014] who identified an exponentially growing linear mode, bringing eastward momentum to the equator, under

axisymmetric forcing. This study essentially identifies unstable modes in an atmosphere similar to Thuburn et al.

[2002b] but including a mid–latitude unstable jet. Wang and Mitchell [2014] identify two instabilities, firstly a

well–known baroclinic instability (such as studied in Section 6.3.3), and secondly a new instability not captured

by analytical treatments under the β–plane approximation. This new mode results in the convergence of eastward

momentum at the equator, and is related to the Rossby and Froude numbers. Wang and Mitchell [2014] term this

new instability the Rossby–Kelvin instability as it emerges from interaction between the mid–latitude Rossby waves

and the Kelvin wave (an equatorially confined gravity wave with zero meridional velocity). In Figure 6.5 we show

the characteristics of the mode identified by our own study using the 2D axisymmetric ECLIPS3D, which is to

be compared with Figure 1a of Wang and Mitchell [2014]. Figure 6.5 demonstrates the excellent agreement of the

structure of the mode found using both ECLIPS3D and that of Wang and Mitchell [2014].

Following Wang and Mitchell [2014] we explore the effect on the most unstable mode of varying the planetary
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Figure 6.5: Pressure (colour scale) and wind (vector arrows) for the most unstable mode obtained with ECLIPS3D

from the setup of Wang and Mitchell [2014], which is to be compared with their Figure 1a.

parameters. Figure (6.6) shows results for different φ0, a characteristic latitude of the initial flow [see Wang and

Mitchell, 2014, for definitions] and the Burger number Bu = ((NiH)/(2Ωa))2 where H is a characteristic height,

revealing a change in the growth rate as H is altered [see Wang and Mitchell, 2014, for more details]. These results

are consistent with those presented in Figure 2(a) of Wang and Mitchell [2014].

6.3.3 Baroclinic instability

Jablonowski and Williamson [2006] detail a baroclinic instability test for GCMs using pressure as a vertical co-

ordinate. Ullrich et al. [2014] adapted this test for height–based GCMs. In this test a perturbation to a steady

longitudinal wind at mid–latitudes leads to a dynamical instability growing in a few days (for Earth-like conditions).

In full 3D GCM simulations many phenomena act simultaneously meaning reproducing an instability with the exact

same behaviour and time evolution is unlikely. However, we can expect to reproduce the most unstable modes,

which will drive the evolution of the atmosphere in the simulations.

We have implemented the initial state prescribed in Ullrich et al. [2014] in both the axisymmetric 2D and 3D ver-

sions of ECLIPS3D [without the prescribed perturbation of Ullrich et al., 2014, as ECLIPS3D intrinsically perturbs

steady states]. We only show the 2D results as, similarly to the first test case, 2D and 3D are in excellent agreement.

In this test, ECLIPS3D identifies the stable modes of Thuburn et al. [2002b], slightly modified by the mean flow

and the angular dependency of pressure and temperature. For the unstable modes, a continuum in frequency is

returned (discretised by the numerical precision of the algorithm, controlled by the number of points in the matrix

B), as expected from analytical treatment. ECLIPS3D identifies the most unstable mode at m = 5 with a growth

rate of 6.4×10−6s−1 (∼2 days) which is presented in Figure 6.7. Figures 4 and 5 of Ullrich et al. [2014] demonstrate
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Figure 6.6: Figures showing pressure perturbations (colour scale) and wind vectors (arrows, (b) & (d) only) for

the case of a planet with Earth’s radius and rotation rate but an isothermal temperature pressure profile set at

500K.(a) and (c) show latitude against height at a longitude of 200 degrees and (b) and (d) longitude against

latitude at a height of 25000 m. We report the values of φ0 and Bu as defined in Wang and Mitchell [2014] and the

growth rate σgrowth: (a) and (b): φ0 = 50◦, Bu ∼ 0.2 and
σgrowth

2Ω
= 0.12, and (c) and (d): φ0 = 35◦, Bu ∼ 0.05

and
σgrowth

2Ω
= 0.026. These results indicate that the growth rate of the most unstable mode is dependent on the

characteristic height of the wave as found in Wang and Mitchell [2014].

that the instability dominates the flow after 8 days, consistent with our growth rate. Additionally, the shape of our

instability has similar features to the thermodynamic state of the atmosphere in Ullrich et al. [2014] after 8 days.

Our instability indeed exhibits a tilt in the height vs latitude plot (Figure 6.7b) as can be seen in Figure 6 of Ullrich

et al. [2014]. The pressure also exhibits a similar sharp decrease just above the surface. One must note here that
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Figure 6.7: Figures showing pressure (colour scale, pascals) and horizontal winds (arrows figure (a) only) using

ECLIPS3D, for the baroclinic instability setup of Ullrich et al. [2014]. Figure (a) shows the near–surface pressure

as a function of longitude and latitude. Figure (b) then shows pressure as a function of longitude and height at 50◦

latitude

our results include an uncontrolled phase in longitude coming from the axisymmetry of our setup.

The only difference between 2D and 3D is the precision due to discretisation. In 3D, ECLIPS3D is limited as the

size of the matrix to invert is much bigger than in 2D. Due to the shape of the staggered grid (Figure 6.1), the first

point in pressure is not the surface pressure and the sharp decrease is less obvious than in 2D (not shown).

Comparison between the semi–analytical calculation from our a posteriori energy equation and the numerical eigen-

value obtained for this mode reveals close agreement, on the real and imaginary part of σ, within a few percents.

As explained in Appendix B.2, we can decompose this energy equation into three components (five in the case

with meridional and vertical velocities) comprising the terms coming from the equations at rest with no angular

dependency in the thermodynamic variables, the terms arising from the angular dependency of the steady state

and the terms coming from the initial zonal velocity. From analytical considerations, we expect the frequency

to be dominated by the velocity terms, where the global mean flow excites the modes at specific phase velocity.

However, the growth rate should be controlled by the angular dependent terms as the baroclinic instability arises

from horizontal gradients in the pressure and temperature [see e.g. Vallis, 2006].

Our energy-based calculation gives a frequency of 1.09 × 10−5s−1 where ECLIPS3D finds 9.93 × 10−6s−1. In the

calculation, the velocity terms account for more than 80% of the frequency, confirming the analytical predictions.

The calculated growth rate is 6.63 × 10−6s−1, close to the ECLIPS3D value of 6.39 × 10−6s−1, with the angular

terms accounting for 96%. These results show that our a posteriori energy equation can be a powerful tool to obtain

insight in the physics of numerical eigenvectors.
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6.3.4 Rossby-Haurwitz waves

The previous steady states we have studied are axisymmetric and include no background velocity (Section 6.3.1) or

only a zonal velocity (Section 6.3.2 and Section 6.3.3). Ideally, we would also benchmark ECLIPS3D using a test

including meridional velocities as well as a dependency in longitude. Unfortunately, there are no such non–linear

steady states in 3D, in which the analytical theory can provide us with predictions to compare with. We therefore

consider a 2D non axisymmetric problem, with steady zonal and meridional winds: Rossby-Haurwitz waves.

Rossby-Haurwitz waves are analytical solutions of the non-linear barotropic vorticity equations. They were dis-

covered by Haurwitz [1940] by perturbing the non–divergent equations and solving them non–linearly. If the flow

remains incompressible at all times, these waves remain analytical solutions of the full equations and propagate

without changing their form at constant speed. With an appropriate choice of parameters, this speed can be 0, and

these waves become a stationary, steady solution of the non–divergent barotropic vorticity equations, hence another

test case for ECLIPS3D.

The non-divergent barotropic equations are simply Eq.(6.1a) and Eq.(6.1b) with w = 0 with an imposed null

divergence:
∂u

∂λ
+

∂

∂φ
(v cosφ) = 0. (6.10)

This last equation does not involve any time derivative, we therefore have to slightly adapt the structure of the

code for this set-up. Instead of solving an eigenvector problem, we solve a generalized eigenvector problem where:

Bx = iσCx, (6.11)

where x is an eigenvector, B the linearised matrix of equations and C a diagonal matrix with some zeros in the

diagonal. The linearisation is straightforward, as the equations are similar to the full set of equations and the

divergence equation is already linear.

The interest of this test lies in the stability analysis of these waves. Hoskins [1973] showed that Rossby-Haurwitz

waves are stable for longitudinal wave number R < 5 and unstable for higher wave numbers. However, in Hoskins’

analysis some triad interactions were missing, as simplifications were required to treat the problem analytically.

Inspired by Baines [1976], Thuburn and Li [2000] have resolved the issue by showing that a Rossby-Haurwitz wave

of wavenumber 4 is unstable, because of an interaction with wave numbers 1, 3 and 5 (see also Lynch [2009]).

ECLIPS3D does not make any assumption on the shape of the perturbation needed to trigger an instability, nor

on the instability itself. We therefore expect to obtain unstable modes around a steady R = 4 wave. Our set up is

similar to the classical benchmarking test of Williamson et al. [1992] and Thuburn and Li [2000], with a vorticity

ψ being:

ψ = −aω2 sinφ+ a2K cosR φ sinφ cosR λ, (6.12)
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where K and ω are constants and R is the longitudinal wavenumber. In order to obtain a steady, stationary wave

we also must impose [see Haurwitz, 1940]:

2R(Ω + ω)
(R+ 1)(R+ 2)

= ωR. (6.13)

With R = 4 and Ω = 7.29 × 10−5s−1, the Earth rotation rate, this leads to ω ≈ 5 × 10−6, close to the value chosen

by Williamson et al. [1992] and Thuburn and Li [2000] ω ≈ 7.8 × 10−6. With R = 2, ω ≈ 1.5 × 10−5. In accordance

to their set-up, we impose arbitrarily K = ω.

We present the initial steady states for R = 4 and R = 2 in Figure 6.8. As expected from Thuburn and Li [2000], we

obtain a linear instability for the R = 4 set-up, displayed in Figure 6.8b. This instability oscillates with a period of

≈ 3 days, with an exponential growth timescale of 6 days. The timescale for instability is globally coherent with the

results of Thuburn and Li [2000], which find that the flow becomes significantly altered after day 20. For R = 2, we

also find an instability, with striking resemblance to the R = 4 instability in shape, a period of just under a day and

growth timescale of 4 days. This mode is shown in Figure 6.8d, and this result is in accordance with Baines [1976]

who shows analytically that all the R ≥ 2 (n ≥ 3 in their study, where we have R = n− 1 here) Rossby-Haurwitz

waves can be unstable. Interestingly, we also found an instability for a R = 3 Haurwitz wave but with a growth

timescale of more than a hundred days. Such an instability would probably be smoothed out by any source of

dissipation or diffusion in a GCM. Globally, our code agrees well with the theoretical study of Rossby-Haurwitz

wave, and demonstates the proper treatment of longitudinal dependent steady state and meridional velocities in

ECLIPS3D.

6.3.5 Linear steady circulation with drag

As discussed in the introduction our development of ECLIPS3D was largely driven by studies of the acceleration

of zonal flows in hot Jupiter atmospheres. For these planets analytical studies have shown linear steady states to

be of vital importance [see Showman and Polvani, 2011]. Therefore, we have also implemented the capability to

calculate linear steady states in ECLIPS3D (see Section 6.2), which is a much simpler process compared to the

identification of eigen modes. To benchmark this section of the code we compare our results to those obtained

in the study of Komacek and Showman [2016], in particular the case they present in their Figure 5 where they

solve the full Navier-Stokes equations, but with such a low heating rate that only the linear terms contribute. This

requires the addition of a linear drag in the linearised equations following the depth dependent behaviour of that

adopted by Komacek and Showman [2016]. Additionally, the heating is performed via a Newtonian relaxation with

a height–dependent radiative constant. The resulting equation set is shown in Appendix B.1.5. Figure 6.9 then

presents the resulting linear circulations obtained using ECLIPS3D 1§ which show excellent qualitative agreement

with the results of Komacek and Showman [2016] (see their Figure 5). Komacek and Showman [2016] do not present

the vertical structure of their circulation.
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6.4 Conclusion

In this chapter we introduced and benchmarked ECLIPS3D: a parallel code for identifying linear instabilities, waves

and circulations around a steady state of the Navier–Stokes equations in planetary atmospheres. The linearised

equations only omit viscosity and an a posteriori energy equation is used to identify contributions from each com-

ponent. The time–dependent eigenvector solution or time–independent matrix inversion calculations are performed

through discretisation onto a staggered grid and subsequently ScaLAPACK routines.
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Figure 6.8: Figures showing pressure (colour scale, (a) and (c) in pascals and arbitrary units for (b) and (d)) and

horizontal winds (arrows) for Rossby-Haurwitz waves and most unstable modes. Figures (a) and (c) show the initial

steady states for R = 4 and R = 2 respectively (see text). Figures (b) and (d) are the most unstable mode obtained

with ECLIPS3D for the R = 4 and R = 2 set-up respectively.
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The benchmarks cover various well studied wave and instability tests, namely a simple atmosphere at rest [Thuburn

et al., 2002b], a Rossby-Kelvin unstable jet [Wang and Mitchell, 2014], a baroclinically unstable jet [Ullrich et al.,

2014], an unstable Rossby-Haurwitz wave [Thuburn and Li, 2000] and a linear circulation with atmospheric drag

[Komacek and Showman, 2016]. For all these set-ups ECLIPS3D is able to produce excellent, qualitative agree-

ment with the previous works. We demonstrate that our a posteriori energy equation is a viable tool to verify

the results and identify the dominant terms. In the next chapter, ECLIPS3D is used to obtain the linear steady

states relevant for the study of hot Jupiters, as well as a sanity check in the calculation of the eigenvectors. It has

proven in our work to be a powerful tool to grasp the essence of physical mechanisms at stake in the evolution
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Figure 6.9: Figures of the pressure (colour scale, Pascals) and horizontal winds (arrows) as a function of latitude

and longitude at a height of 5 × 106m, for a steady state circulation with a forcing of ∆T = 100K [see Komacek

and Showman, 2016, for definition]. Results to be compared to Figure 5 of Komacek and Showman [2016].
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of hot Jupiters, and to obtain the qualitative shape of wave processes when the analytic calculations were limitating.

That being said, ECLIPS3D currently has several limitations, primarily its computational efficiency, leading to

limitations on resolution, particularly for 3D cases. We are working on several methods to improve this issue for

example using libraries adapted to sparse matrices, or splitting the eigenvector solution into several sub–matrices

as opposed to a single large matrix (potentially useful as the time taken to solve this type of problem increases

faster than linearly with matrix size). This splitting of the matrix may be particularly well suited to a spectral

decomposition as we are searching for the most unstable mode, not necessarily trying to capture the entire ’shape’ of

the mode. This could be done through spherical harmonics in the horizontal or Chebyshev’s spectral decomposition

in the radial direction.

Despite its limitations, ECLIPS3D in its current version still represents a powerful resource which can be used to

study instabilities in 2D situations under axisymmetry or cases where a two–layer model is applicable, or for low

resolution 3D problems. The code itself can easily be adapted to different situations, in spherical coordinates, with

additional physics or alternative boundary conditions. As the structure of the code is independent of the underlying

equations, meaning alternatives can easily be implemented in terms of symmetries and coordinate systems.

Finally, ECLIPS3D could be applied to a wide range of astrophysical problems. The most obvious one, for which

ECLIPS3D was designed, is the study of instabilities and linear circulations for planetary atmospheres, but the

range of applicability is greater. Asteroseismology for example requires the need to linearise the equations of mo-

tion and identify the leading modes, sometimes with complicated circulation or thermodynamic state inside the

star. Adapted to cylindrical geometry, ECLIPS3D could be a powerful tool to identify the possible instabilities in

protoplanetary disks, where instabilities creating pressure traps are proposed to be a strong way of making planets

through core accretion. The addition of a magnetic field in the equations implemented in the code would not pose

any theoretical challenge either, which could provide numerous information on the linear behaviour of astrophysical

fluids in more general cases.
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Chapter 7

Equatorial dynamics of hot Jupiters

Moi j’aime pas ces histoires de Sud-Est, Nord-Ouest, et tous ces machins ! [...]

C’est un coup à se planter ça ! De toutes façons, on dit le Nord ! Selon comme

on est tourné ça change tout.

Perceval – Kaamelott

7.1 Introduction

A
s we have seen in chapter 5, there are no equivalents of hot Jupiters within our solar system, necessitating

the generation of new models, or adaptation of existing frameworks. Notably, due to their proximity to

their host star hot Jupiters are expected to be tidally–locked [see review in Baraffe et al., 2010], with a

permanent day and night side. This leads to a huge asymmetry in the heating of these planets which, in turn drives

the atmospheric dynamics. Numerically, we have detailed the main features of the atmospheric dynamics within

chapter 5: a broad equatorial superrotating jet, associated with an eastward shift of the hot spot of the atmosphere

from the substellar point.

Analytically, although superrotation in hot Jupiters was first proposed in 2002 [Showman and Guillot, 2002], the

understanding of the accelerating mechanism was really put forward by Showman and Polvani [2011] (hereafter

SP11). For fast rotating planets, the emergence of jets is often thought a result of Rossby waves convergence and

divergence (see section 2.1.5): as shown e.g., by Vallis [2006], the stirring caused by the propagation of Rossby

waves generates a convergence of eastward momentum at the latitude where they are excited, and a convergence

of westward momentum where they break. In other words, the mid latitudes, where the gradient of the Coriolis

parameter is the strongest hence where Rossby waves are mainly triggered, is expected to exhibit a net eastward,

prograde momentum excess whereas poleward or equatorward of this region the atmosphere should exhibit a west-

ward momentum excess. This is the case of the Earth’s stratosphere. For very slowly rotating planets, like Venus,

the whole atmosphere is superrotating, presumably because of diffusion of momentum through meridional circula-

tion [Gierasch, 1975].
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Hot Jupiters lie in between these two limits and are extremely heated. The usual understanding of superrotation

on solar system planets is therefore not applicable. The main aspect is that the Rossby deformation radius is of

the size of the planet: Rossby waves can travel the whole planet both in longitude and latitude without breaking,

impeding the usual description of momentum convergence and divergence.

The idea of Showman and Polvani [2011] is that the heating continuously excites, on the day side, planetary Rossby,

Kelvin and gravity waves, that lead to a stationary state (of the linear order). This stationary circulation then trig-

gers eastward momentum convergence at the equator of the second order, leading eventually to superrotation. The

non–linear equilibrium would then be reached when the transport of meridional and vertical eddy momentum into

the region, acting to accelerate and decelerate the jet, respectively, is balanced by the atmospheric drag. This work

has been extended to 3D by Tsai et al. [2014] where they include consideration of the resonance of the atmospheric

wave response to the presence of a global zonal velocity, as well as the ‘tilt’ of the vertical component which acts to

drive the vertical eddy–momentum transport. Tsai et al. [2014] represents the most advanced study of this process

to date, considering the impact of atmospheric waves in the steady state regime. Very recently, Hammond and

Pierrehumbert [2018] have extended the work of Tsai et al. [2014] to background shear flows, but only in the 2D

beta-plane limit. Perez-Becker and Showman [2013] considered the propagation of waves and the resulting balance

for the equilibriated jet to propose diagnostics for predicting the day to night temperature contrast, controlled by

the efficiency of the zonal advection. This analysis was later improved upon by Komacek and Showman [2016].

Combining the understanding in the works to date a global, coherent understanding of the formation of super-

rotation in hot Jupiter atmospheres is developing. However, there are still outstanding questions. Notably, the

study of Tsai et al. [2014] is strictly valid in the moderate to strong dissipation limit, and that of Hammond and

Pierrehumbert [2018] requires an inital sheared superrotation, but the work of Komacek and Showman [2016] shows

that superrotation develops only if the dissipation is sufficiently low (their Figure 4). Therefore, current theories

are applicable only once an initial superrotation is set and the further evolution is much slower than the initial

triggering of superrotation. Similarly, the explanation of SP11 of the spin up of superrotation requires the linear

steady state to be reached before further evolution of the atmosphere, which is not a viable condition when the

planet experiences a very high forcing as hot Jupiters do.

In this chapter, we want to assess what is driving the initial spin up of superrotation in hot Jupiters. First, we recall

the main assumptions and find the time dependent, linear solution of the beta-plane equations in section 7.2. We

also recall the results of SP11, Tsai et al. [2014], Komacek and Showman [2016] that we base our study on. Then, we

assess numerically the validity of the formation of the linear stationary state with different longitudinal forcing in

section 7.3, showing that as long as there is a differential heating between the day and the night side the exact shape

of the forcing is not crucial. In section 7.4, we study the different characteristic time of decay for different waves,

that allows us to understand the shape of the linear steady states of the Figure 5 of Komacek and Showman [2016].

These decay times are primordial to determine which processes are dominating in the evolution of hot Jupiters.

Finally, in section 7.5 we study the transition to superrotation through eddy mean flow acceleration in different

situations, showing the importance of vertical momentum transport with different regimes of drag and newtonian

cooling. Globally, the results of this chapter show that the paradigm of equatorial superrotation in hot Jupiter is
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robust: superrotation is spun-up by an eddy mean flow interaction of the wave structure with the background flow,

but also exhibits the importance of wave dissipation timescales and vertical momentum convergence.

7.2 Notations and 2D shallow water equation and solution

7.2.1 Theoretical framework

Through this section, we will work with the 2D shallow water beta plane solutions. Wu et al. [2000] have shown

that the 3D structure of beta plane solutions can be decomposed onto an infinite sum of solutions of 2D beta planes

with different characteristic heights (see section 2.1.4). The importance of this decomposition regarding hot Jupiter

atmospheric dynamics has been emphasized by Tsai et al. [2014], where they see a vertical shift of the wave response

when the mean background velocity is changed (their Figure 10). Therefore, we first recall here the most important

results of Matsuno [1966], Gill [1980] and Showman and Polvani [2011], that solves for 2D beta-plane solutions.

Following SP11, the nondimensional, linearized equations of motion to the forced problem on a 2D, equatorial beta

plane can be written as:

∂u

∂t
− yv +

∂h

∂x
+

u

τdrag
= 0, (7.1)

∂v

∂t
+ yu+

∂h

∂y
+

v

τdrag
= 0, (7.2)

∂h

∂t
+
∂u

∂x
+
∂v

∂y
+

h

τrad
= Q, (7.3)

where u is the zonal velocity, v the meridional, h = H −H0 the height of the shallow water fluid minus the initial,

horizontally constant height H0 and Q the heating function. When spatially decomposing in 3D, the modes are

expressed as an infinite sum of modes indexed by m with equivalent depth Hm instead of H0. The orthogonal base

functions are sinusoidal in z, the vertical coordinates, of the form cos(mz) and the heating has to be decomposed

onto these functions (see Tsai et al. [2014], section 2). Keeping H0 for the rest of this section, the dimensional,

characteristic time, length and speed are, respectively:

T =
(

√

gH0β
)−1/2

, (7.4)

L =
(

√

gH0/β
)1/2

, (7.5)

U =
√

gH0, (7.6)

where g is the gravitational acceleration assumed constant, and β = 2Ω cosφ/R the derivative of the Rossby pa-

rameter with Ω the rotation rate, φ the latitude of the beta plane and R the radius of the planet. In this work, we

only use φ = 0.

Equations (7.1) to (7.3) form a first order differential equation in time, of the form ∂X/∂t = aX + Q where X is

a vector X = (u, v, h) of solutions and Q = (0, 0, Q) the vector form of the forcing. Hence the solutions simply are
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the sum of a homogeneous and a particular solution.

When neither drag nor heating are considered, Matsuno [1966] has expressed the analytic solutions to the homoege-

nous equation:

iωu− yv + ikh = 0, (7.7)

iωv + yu+
∂h

∂y
= 0, (7.8)

iωh+ iku+
∂v

∂y
= 0, (7.9)

in the form X = Xexp(iωt+ikx) with ω the frequency of the solution and k the longitudinal wavenumber. Matsuno

[1966] showed that one can express a single equation for v:

∂2v

∂y2
+ (ω2 − k2 +

k

ω
− y2)v = 0, (7.10)

and by analogy with the Schrödinger equation of a simple harmonic oscillator, the boundary conditions v → 0 when

|y| → ∞ require

ω2 − k2 +
k

ω
= 2n+ 1, (7.11)

with n ∈ N. As this is a third order equation, the eigenvalues for the frequency were labelled ωn,l with l = 0, 1, 2.

Finally, the case where n = 0 had to be treated separately, and the important case where v is identically null is

similar to a coastal Kelvin wave, with ω = −k. The shape of the solutions in the y direction are finally expressed

through the use of the parabolic cylinder functions ψn with:

ψn(y) = Hn(y)e−1/2y2

, (7.12)

where Hn is the nth Hermite polynomial. Finally, simple mathematical arguments show that the eigenvalue ω is

always real: the homogeneous solutions are only neutral modes. Matsuno [1966] have also showed that the horizon-

tal part of the solutions form a complete, orthogonal set of the 2D beta-plane: any horizontal function on the beta

plane can be written as a linear combination of the homogeneous solutions to equations (7.1) to (7.3).

With the inclusion of heating, drag and radiative cooling, Matsuno [1966] and Gill [1980] have obtained the

steady solution to the forced equations (hence the particular solution of equations (7.1) to (7.3)). Namely, writing

X̃n,l = (un,l, vn,l, hn,l) the horizontal part of the solutions of the homogeneous equations, their completeness and

orthogonality allows one to write:

Q =
∑

n,l

qn,lX̃n,l, (7.13)

where Q = (0, 0, Q) and qn,l is the projection of Q onto X̃n,l. Matsuno [1966] (equation 34) and Gill [1980] have

then shown that a steady solution X to the forced problem with τdrag = τrad is:
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X =
∑

n,l

qn,l

τ−1
drag − iωn,l

X̃n,l. (7.14)

As shown by Showman and Polvani [2011], for conditions relevant to hot Jupiters, hence horizontal wavenumber 1

representing the asymmetric heating, the steady linear solution exhibits a chevron shaped pattern, and has been

denominated the Matsuno-Gill solution. The question we raise in the chapter is the pertinence of the study of a

linear steady state for hot Jupiters where non linearities are dominant. In that regard, we need the time dependent

solution of equations (7.1) to (7.3) in the general case, which we express in section 7.2.3. In the next section

however, we recall the results from SP11 and Tsai et al. [2014] that aim to explain the spin up and equilibration of

superrotation respectively.

7.2.2 Non linear accelerations from the linear steady state

The main idea of Showman and Polvani [2011] is that the Matsuno-Gill is a linear steady state, but the non linear

accelerations from this circulation can trigger an equatorial superrotation. Consider a linear perturbation (a wave

or a steady linear circulation of linear order) associated with velocities u′, v′, w′ in the longitudinal, latitudinal and

vertical directions respectively. The non linear momentum fluxes per unit mass from this perturbation are given

by:

φl = u′v′, (7.15)

φv = u′w′, (7.16)

where φl is the latitudinal convergence of momentum, φv the vertical and an overline denotes a longitudinal average.

When φl is positive (negative), there is a net transport of eastward momentum to the North (South). When φv is

positive (negative), there is a net transport of eastward momentum upwards (downwards). For shallow water beta

plane, the vertical momentum flux is accounted for by the addition of a coupling term between the bottom, quies-

cent atmosphere and the dynamically active atmosphere (the R term in SP11, equations (9) and (11)). Therefore,

if φl is negative in the mid latitude of the Northen hemisphere and positive in the Southern hemisphere, there is

a net meridional convergence of eastward momemtum (same applies in the vertical coordinates for 3D systems).

On Figure 7.1a, we show the shape of the Matsuno-Gill circulation obtained from the 3D linear steady state of

ECLIPS3D, in typical conditions for hot Jupiters. For this figure, we follow the definition of Komacek and Show-

man [2016]: ∆Teq, the equilibrium day side-night side temperature difference, decreases logarithmically in pressure

between 10−3bar where ∆Teq = ∆Teq,top to 10 bars where ∆Teq = 0. The drag timescale is constant from the outer

atmosphere to 10 bars where it can be changed but does not impact the results significantly. Finally, the radiative

timescales also decreases logarithmically with pressure between τrad = τrad,top above 10−2 bars to τrad = 107s below

10 bars.

First, as shown in Figure 7.1a the maximum temperature at the equator is shifted eastward from the substellar

point (at a longitude of 180 degrees, facing the star), as is seen in observations [Knutson et al., 2007, Zellem et al.,

2014]. Then, the meridional circulation exhibits a Rossby wave-type circulation at mid latitudes, with clockwise
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Figure 7.1: Temperature (colorscale in K) and winds (arrows) at the 40mbar pressure level of the linear steady

state (denominated Matsuno-Gill circulation) obtained with ECLIPS3D with heating function, drag and radiative

timescales following the definitions of Komacek and Showman [2016]. With their notations: (a) ∆Teq,top = 100K,

τdrag,top = 105s and τrad,top = 105s. The maximum speed at this pressure range is 10m.s−1. (b) ∆Teq,top = 100K,

τdrag,top = 106s and τrad,top = 104s. The maximum speed at this pressure range is 100m.s−1. Note that the

maximum speed has been multiplied by ten as the drag timescale has been multiplied by ten.

or anticlockwise rotation around the pressure maxima, and a Kelvin wave type circulation at the equator, with no

meridional velocities. The combination of both of these circulations brings eastward momentum to the equator to

the East of the substellar point, and advects westward momentum to the mid latitudes to the West of the substellar

point. Globally, it is easily shown that φl is indeed negative in the Northern hemisphere and positive in the Southern

hemisphere: there is a net convergence of eastward momentum at the equator. According to SP11, this convergence

is associated with a vertical divergence of momentum, and equilibration occurs when both cancel.

Tsai et al. [2014] have further extended this understanding. By considering the vertical coordinates as well, pro-

jecting the function onto equivalent height beta plane solutions (see previous section), they have shown that the

vertical behaviour of the waves can be linked to the equilibration of the jet (a synonym here for equatorial super-

rotation). More precisely, they have shown that in the limit of slow evolution, or strong dissipation, their linear

development around a steady flow with constant background zonal velocity reproduces extremely well the wave

processes occurring in real 3D simulations. In their figure 10, they show that the wave response of the atmosphere

is shifted from West to East when the background zonal velocity is increased: they interpret this as a convergence

towards a single equilibrium state, where the non linear acceleration from the linear processes cancel. Although

very detailed and physically relevant, the results of their paper is, as they state, only applicable to strong or modest

damping scenario, which actually is dictated by the fact that the waves must have the time to reach a stationary

state before non linearities become significant. Once a primordial jet is settled, the evolution of the atmosphere is

slow and their work therefore applies even in the low damping scenario, explaining the evolution of the jet towards
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an equilibrated state.

The issue, from which our analysis is based on, comes from Komacek and Showman [2016]. In their figure 4 and

5, they compare the steady states from 3D GCM simulations with various τrad and τdrag with a low forcing, hence

a linear steady state, and a strong forcing, hence non linear steady state. In figure 7.1b, we show the shape of

the linear steady state they obtain in the case where the non linear steady state exhibits superrotation. When the

linear steady state resembles that of Figure 7.1a, the associated non linear steady state is not superrotating. In the

explanation of SP11, the stationary wave pattern obtained from the heating supposedly accelerates superrotation.

Komacek and Showman [2016] seem to highlight the opposite situation: when the linear steady state accelerates the

equator, no superrotation occurs. On the contrary, when the linear steady states takes momentum away from the

equator (figure 7.1b), the non linear steady state is superrotating. They acknowledge it themselves: "these phase

tilts are the exact opposite of those that are needed to drive superrotation." In order to understand this discrepancy,

we need to go a step beyond the sole consideration of linear steady state, and to study the dependency of the linear

solution with time. This is the objective of the section 7.2.3 and 7.4.

7.2.3 Time dependent solutions

In this section, we express the time dependent solution to the forced problem. Our main approximation is that the

heating function can be decomposed onto the homogeneous solutions of equations 7.17 to 7.19. When τdrag = τdrag,

this is a direct consequence of the orthogonality and completeness of the Hermite functions, as shown by Matsuno

[1966]. However, when τdrag 6= τdrag, we show in appendix C that the eigenvectors are no more orthogonal. Although

they remain linearly independent, a more rigorous proof would need to be provided to show that they still form a

complete set of solutions. Physically speaking however, it is quite clear that the heating function will trigger linear

waves which are solutions of the homogeneous equation, and such a decomposition of the heating function onto

these waves probably exists, although it is not necessarily given by a scalar product (contradicting our equation

7.27). We are working on that point. Finally, we point out that solving ∂X/∂t = aX + Q is of no difficulty, except

on the calculation of the eigenvalues and eigenvectors of the homogeneous equation, but we decide here to use the

Green function as it provides a better physical understanding.

With the addition of a drag timescale τdrag and a radiative timescale τrad, equations (7.7) to (7.9) are simply

modified as:

(iω +
1

τdrag
)u− yv + ikh = 0, (7.17)

(iω +
1

τdrag
)v + yu+

∂h

∂y
= 0, (7.18)

(iω +
1
τrad

)h+ iku+
∂v

∂y
= 0 . (7.19)

Indexing the solutions by the numbers n and l as in Matsuno [1966], we call Xn,l = (un,l, vn,l, hn,l) an eigenvector

of equations (7.17), (7.18) and (7.19). We call O the operator of these equation, such that OXn,l = 0 for all n

and l. The general equation is OXF = Q where Q is the forcing which is only applied on the third equation so

Q = (0, 0, Q) and XF a forced, time dependent solution. A homogeneous solution XH is written in its general form:
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XH =
∑

n,l

αn,lXn,l, (7.20)

where αn,l are scalars, and we write:

Xn,l = X̃n,l(x, y)e(iωn,l−σn,l)t . (7.21)

When τdrag 6= τrad, we don’t know the analytical expression for ωn,l and σn,l. When τdrag = τrad, ωn,l are similar

to the ωn,l of Matsuno [1966] and σn,l = τ−1
drag for all (n, l). We seek the causal green function XG(t, t′) such that

OXG = δ(t− t′)F (x, y), (7.22)

where δ(t) is the Dirac distrubution and F is any vector with no time dependency. Taking for F the spatial heating

function and writing Q = g(t)F (x, y) (separating the variable is no trouble in our case), then the global solution of

the equations with forcing write

XF =
∫ ∞

−∞

XG(t− t′)g(t′)dt′ =
∫ t

−∞

XG(t− t′)g(t′)dt′, (7.23)

where the second equality arise from the fact that the Green function is causal. From the definition of the Green

function (Eq.(7.22)), for (t− t′) > 0 we have OXG = 0. Writing:

XG(t, t′) = Θ(t− t′)
∑

n,l

αn,lXn,l(t− t′) (7.24)

where Θ(t) is the heavyside function, null when t < 0 and equal to 1 otherwise, it is easily verified that:

OXG = δ(t− t′)
∑

n,l

αn,lXn,l(t− t′) + Θ(t− t′)
∂

∂t

∑

n,l

αn,lXn,l(t− t′) + OhΘ(t− t′)
∑

n,l

αn,lXn,l(t− t′)

= δ(t− t′)
∑

n,l

αn,lXn,l(t− t′) + Θ(t− t′)O
∑

n,l

αn,lXn,l(t− t′)

= δ(t− t′)
∑

n,l

αn,lXn,l(t− t′) (7.25)

where we have used the fact that the derivative of the heavyside function is the Dirac distribution, O = ∂/∂t+ Oh

where Oh is an operator acting on the horizontal coordinates only and OXn,l = 0. Therefore, if we want to solve

the forced problem, we have to project the forcing on the homogeneous solutions and write for t = t′:

∑

n,l

αn,lXn,l(t− t′ = 0) =
∑

n,l

αn,lX̃n,l = F (x, y) or (7.26)

αn,l =
1

∣

∣

∣

∣X̃n,l

∣

∣

∣

∣

2

〈

X̃n,l, F
〉

(7.27)

with <,> the scalar product and || || the norm. As in the previous section, we name αn,l = qn,l (they are named

bm in Matsuno [1966] and bm,n,lin Tsai et al. [2014] in 3D). In the case of hot Jupiters, the forcing is a constant
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function of time due to the synchronisation of the orbit and spin of the planet. Therefore, considering that we

"switch on" the star at t = 0, g(t) = Θ(t) we obtain the solution to the forced problem:

XF =
∫ t

−∞

∑

n,l

qn,lXn,l(t− t′)Θ(t− t′)Θ(t′)dt′

=
∑

n,l

∫ t

0

qn,lX̃n,l(x, y)e(iωn,l−σn,l)(t−t′)Θ(t′)dt′ (7.28)

In this integral form, we see that the solution is the continual excitation (the Θ term) of waves with characteristic

frequency ωn,l and time of decay σ−1
n,l . The amplitude of the excited waves is proportional to their projection in the

forcing function Q, as explained by Gill [1980] or Tsai et al. [2014]. Calculating this integral is straightforward:

XF =
∑

n,l

qn,lX̃n,l

σn,l − iωn,l

(

1 − e(iωn,l−σn,l)(t)
)

(7.29)

Under this form, we simply recover the results of Matsuno [1966], and notably their equation (34) or our equation

(7.14):

XMG =
∑

n,l

qn,lX̃n,l

σn,l − iωn,l
(7.30)

where XMG is the Matsuno-Gill solution, hence the steady solution to the forced problem. The time dependent part

of the solution could have been obtained from a simple first order equation solution. However, the Green function

formalism allows to determine that the solution consists of permanently forced waves that are damped with time,

and that the shape of the atmosphere is given by the interactions between these waves. Notably, with Eq.(7.28),

we can write:

XMG = lim
t→∞

∑

n,l

∫ t

0

qn,lX̃n,le
(iωn,l−σn,l)(t−t′)Θ(t′)dt′ (7.31)

This form confirms the interpretation of the stationary solution as an infinite interaction of waves, and also shows

that for a given heating function, changing the value of τdrag (but keeping τrad = τdrag), hence not altering the X̃n,l

and ωn,l but only σn,l = τ−1
drag, will change the linear steady solution because the excited waves will not propagate

to the same length before being damped. This has been realised first by Wu et al. [2001], where they have shown

that the zonal decay length is of the order of √
τradτdrag.

From equation (7.31), we see that the linear solution is altered by three main parameters: the shape of the forcing

function (qn,l), the global behaviour of the waves (horizontal shape of X̃n,l and ωn,l) and the dissipation of the waves

(σn,l). In the next section, we first study whether the simplified prescription of the forcing used by Showman and

Polvani [2011] is a limitation to the understanding of the linear processes triggering superrotation in hot Jupiters.

7.3 Insensitivity of Matsuno-Gill to the differential heating

In order to derive analytical results, SP11 had to impose an antisymmetric heating where the night side of the

planet is cooled as much as the day side is heated. In this case, the linear steady solution gives rise to the chevron
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shaped pattern, that they denominated the Matsuno-Gill (MG) circulation. However, if the heating function of

hot Jupiters is indeed dominated by the longitudinal wavenumber one, its actual structure is not just a sinusoidal

function. Moreover, from Mayne et al. [2017] or Amundsen et al. [2016] we know that there are qualitative differ-

ences of the steady state of GCM simulations of hot Jupiters calculated with Newtonian heating or with a more

sophisticated radiative transfer scheme. In that regard, the first intuitive idea to test is whether the MG pattern is

robust when the heating function is changed. With the addition of the vertical dimension, Tsai et al. [2014] have

shown that the linear solution resemble strongly the MG circulation in the high atmosphere. It is not clear whether

this holds with realistic, three dimensional heating functions.

From equation (7.14) or (7.31), as X̃n,l(x, y) = X̂n,l(y) exp(ikx), we know that the projection of the heating function

onto different wavenumbers k can alter the resulting Matsuno-Gill circulation when compared to the simple case of

only one wavenumber present in the heating function. To verify this point, we solved for linear steady circulations

while prescribing different heating rates. We applied ECLIPS3D (chapter 6, section 6.3.5) with three different

forcings: one where there is no cooling on the night side, one where the night side cooling is dominating the day

side heating and most importantly one where the heating was chosen as the incoming short wave radiation from our

own GCM, the UM (see e.g., Amundsen et al. [2016]) and the cooling the outgoing long wave radiation. The first

two cases allow us to test the robustness of the pattern in extreme situations, while the third one mimics the heating

in the GCM. Our program calculates the linear steady states by inverting the linear matrix obtained with the full

3D equations. The top boundary condition is a no escape condition (no vertical velocity w), and we have applied

an exponential decay in the forcing in the high atmosphere to mimic the vertical sponge used in the UM. At the

bottom, a solid boundary (w = 0 again) or a no slip condition (no vertical derivatives of the horizontal velocities,

u and v) give qualitatively similar results. These conditions are obviously simplifications of the physical situation,

but we have changed the range of pressure for boundary conditions and verified that it did not alter qualitatively

the solutions. The physical parameter for the planet are the same as in Mayne et al. [2017], given again in the

previous chapter, table 5.1.

We show in Figure 7.2 the shape of the MG solutions for these different heating profiles. We have chosen a charac-

teristic drag and radiative timescale of 105s, but this affects the shape of the solutions in all cases in a similar way.

We see that the shape of the linear steady circulation does not qualitatively depend on the forcing. More precisely,

as long as there is a differential heating between the day and the night side, the linear steady solution of the

atmosphere exhibits the "chevron-shaped" pattern of the MG circulation (we have verified that a constant heating

on the whole planet or just a cooling at the night side does not lead to MG looking solutions). There is however a

change in the quantitative values, without affecting the qualitative aspects of the non linear momentum transfer,

section 7.5. Therefore, relaxing the approximation of a wavenumber one heating function has no influence on the

theory that accelerates the jet (except on the quantitative results): the projection onto different zonal wavenumbers

changes the zonal amplitude of the MG circulation, but not its qualitative shape.

Globally, even for simulations with a proper treatment of the radiative transfer, as long as the planet is tidally

locked we expect the linar steady circulation to be MG-like. In the paradigm proposed by SP11 and Tsai et al.

[2014], the propagation of planetary waves impose this global MG circulation, exhibiting no superrotation, and
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Figure 7.2: Perturbed pressure (colorscale in Pa) and winds (arrows) with different heating functions, with drag

and radiative timescales defined as in Komacek and Showman [2016] with non-dimensional values of 1 (almost half

an Earth day). Initial pressure at this height is 50mbar and the forcing is ∆Teq,top = 50K in the top left figure.

(a): Heating as in Komacek and Showman [2016] (b): Same as Komacek and Showman [2016] but with a cooling

at the night side 4 times more efficient than the heating on the day side. (c): Same as Komacek and Showman

[2016] with no cooling at the night side. (d): Heating rate extracted from the full radiative transfer calculations of

the GCM (divided by a thousand to obtain comparable values).

the evolution to superrotation is due to eddy mean flow interactions around this primordial state. Therefore, the

time to reach the linear steady state, which is by no means a non linear steady state, must be small relatively to

other dynamical times in the system. In the case where the drag and radiative timescales are equal, this led Tsai

et al. [2014] to conclude that their work could not apply to long diffusion timescales. We seek here to extent this

reasoning to cases where the drag and radiative timescales differ, in order to determine how the atmosphere reacts

at the first order. We will analytically restrict ourselves to the quasi geostrophic set of equations (2D cartesian,

shallow water beta plane).
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7.4 Wave propagation and dissipation

7.4.1 Decay time of damped waves

In this section, we study the decay timescale of the waves triggered by the heating function. These decay rates

are essential as they can explain both the qualitative aspect of the linear steady states ( equation (7.31) shows

that if the decay rate is infinite the projection of the solution onto a given mode is zero) and the behaviour of the

atmosphere over short timescales. This section focuses on the mathematical derivation, and a summary is provided

in section 7.4.3. The physical interpretation is the goal of the section 7.5.

If τdrag = τrad, writing iγ = iω +
1

τdrag
changes equations (7.17) to (7.19) into equations (7.7) to (7.9). The

eigenvalues must be γn,l = ωn,l, obtained in the case with no dissipation, which means that the real part of the

eigenvalue, the frequency, is not altered, but the imaginary part of ω is:

ℑ(ω) =
1

τdrag
. (7.32)

Therefore one can express e.g., un,l as:

un,l = ũn,leiωn,lte−t/τdrag , (7.33)

where t is the time and ũn,l is the eigenvector, not dependent on time. Therefore, all the modes decay with a char-

acteristic time being the drag (or radiative) timescale: when τrad = τdrag the time to converge to the Matsuno-Gill

circulation is the dissipation timescale, as one would naively expect, and all waves have the same exponential decay

in time.

If τdrag 6= τrad, Eq.(7.10) is slightly modified to obtain:

∂2v

∂y2
−
(

(iω + τ−1
drag)(iω + τ−1

rad) + k2 + y2 iω + τ−1
rad

iω + τ−1
drag

− ik

iω + τ−1
drag

)

v = 0 . (7.34)

It is easy to verify that setting τdrag = τrad or both their inverse equal to zero gives the results obtained above. We

define the complex number c to be the fourth root of the muliplying term in front of y2 defined as:

c4 =
iω + τ−1

rad

iω + τ−1
drag

(7.35)

with

iω + τ−1
rad

iω + τ−1
drag

= reiθ , c = 4
√
reiθ/4, (7.36)

We then choose as a variable z = cy (the cases c = 0 or c = ∞ are of no interest physically). With this variable,

we have
∂2v

∂y2
= c2 ∂

2v

∂z2
. Eq.(7.34) simplifies to:

c2 ∂
2v

∂z2
−
(

(iω + τ−1
drag)(iω + τ−1

rad) + k2 + y2c4 − ik

iω + τ−1
drag

)

v = 0 . (7.37)
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Dividing by c2, we get:

∂2v

∂z2
−

(iω + τ−1
drag)(iω + τ−1

rad) + k2 − ik/(iω + τ−1
drag)

c2
v − z2v = 0, (7.38)

and if we rename the big fraction m, which for now is a complex number, we simply have:

∂2v

∂z2
+ (m− z2)v = 0 . (7.39)

The major difference with the Matsuno case is that now z ∈ C, and so the boundary conditions are altered. As

|z| → ∞ when y → ±∞, we have to solve this equation with the following boundary condition:

v → 0 when |z| → ∞ . (7.40)

As in the case where m is real, one could show that the only solutions are the parabolic cylinder functions (equation

(7.12)), provided that:

−(iω + τ−1
drag)(iω + τ−1

rad) − k2 + ik/(iω + τ−1
drag)

c2
= 2p+ 1, (7.41)

where p ∈ N and ℜ(c2) > 0 so that the solutions do decay when y → ∞. This latter condition seems to be

always verified when solved numerically for the conditions relevant to hot Jupiters. Naming x = iω + τ−1
drag and

γ = τ−1
rad − τ−1

drag, taking the square of equation (7.41) in order to obtain c4 yields:

x4(x+ γ)2 + 2k2x3(x+ γ) − 2ikx2(x+ γ) − (2p+ 1)2x(x+ γ) + k4x2 − 2ik3x− k2 = 0 . (7.42)

This is a polynomial of order six but we had to raise Eq.(7.41) to the power of two to get it, meaning that only

three roots will also be roots of Eq.(7.41) (the three other ones would give −(2p + 1)). This equation has already

been obtained by Heng and Workman [2014] (their equation (121)), but they have used it only for deriving steady

states solutions as in Wu et al. [2001] or Showman and Polvani [2011].

We have not come to an analytical expression for the roots, but have studied the exponentially growing or decaying

part of the solution (ℑ(ω)) numerically with Mathematica for an extensive range of p,k, τdrag and τrad values (we

have verified that we perfectly recover the limits τ−1
drag = τ−1

rad = 0 and τ−1
drag = τ−1

rad). First, as expected no modes can

exponentially grow around the rest background. Then, we have studied numerically the cases k ∼ 1 and p = 1, 3, 5,

the most important parameters for hot Jupiters, as the heating function is dominated by wavenumber 1 (nondimen-

sional value around 0.7, see next section) and the p number represents the order of the Hermite polynomial, hence

the number of zero in latitudes. If the heating function is a decaying exponential, which is the dominant shape of

this function [Showman and Polvani, 2011, Tsai et al., 2014], then the projection of Q on the parabolic cylinder

function stops at order 3 (this is not necessarily true when τdrag 6= τrad but we don’t expect a significant alteration

of this result).

From Mathematica, and further verifications with ECLIPS3D, we have obtained that when τdrag ∼ τrad, the

characteristic time of decay is ∼ τdrag as expected. If τdrag ≪ τrad hence drag is much more efficient than radiation,
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then the time of decay is ∼ τdrag: drag controls the convergence timescale. However, if τdrag ≫ τrad, the situation

is more complex. First, we recall that in the case τdrag = τrad, the three solutions of equation (7.42) represent

an eastward propagating gravity wave, a westward propagating gravity wave and a Rossby wave. Then, when

τdrag ≫ τrad, we have numerically obtained that the decay rate σlim of two of the three solutions of equation (7.42)

behaves as:

σlim ≈ τ−1
drag + τ

1/(p+2)
rad . (7.43)

Globally, if τrad → 0, σ−1
lim is the drag timescale, but if τrad is moderate, then the time of decay is more subtle. The

really interesting thing is that, when we tend to the limit τrad → τdrag, these two modes exhibit the usual dispersion

relation for gravity waves, and we will therefore call these two modes gravity modes even if we know that they are

indeed gravity modes in the limit τrad → τdrag.

On the other hand, the third solution of equation (7.42) tends to the Rossby wave dispersion relation in the limit

τrad → τdrag, and its time of decay is always of the order of the drag timescale when τdrag ≫ τrad. Therefore, this

Rossby type mode is globally insensitive to the radiative timescale, and its decay rate is always the inverse of the

drag timescale.

The conclusion is that all solutions are always exponentially decaying (ℑ(ω) > 0, as expected) but more interestingly

that the parameter controlling the decay is only τdrag for Rossby-like modes; τrad only leads to a correction to the

frequency of decay. Qualitatively speaking, when τdrag ∼ τrad, τdrag ≪ τrad or τdrag ≫ τrad, we always obtain

ℑ(ω) ∼ τ−1
drag. For gravity-inertial modes, this stands when τdrag ≪ or ∼ τrad. However, there is a balance between

τrad and τdrag when τrad ≪ τdrag. We show the schematic behaviour of the decay rate as a function of the ratio

τrad/τdrag in Figure 7.3. We now need to understand the decay rate of Kelvin waves to be able to draw physical

conclusions.

7.4.2 The particular case of Kelvin waves

Kelvin waves are a particular solution of the homogeneous equations, as first pointed out by Matsuno [1966], where

the meridional velocity is zero. Combining equations (7.17) and (7.19) with v = 0 yields:

∂u

∂y
=

ik
iω + 1/τdrag

yu, (7.44)

hence

u = Aexp

(

ik
iω + 1/τdrag

y2

2

)

, (7.45)

where A is a constant. If the boundary condition u = 0 for y → ±∞ is to be verified, the term in front of y2/2

must have a negative real part. Combining equations (7.17) and (7.19) with v = 0 yield a second order polynomial

for ω in order for u and h not to be identically zero:

ω2 − iω
(

1
τrad

+
1

τdrag

)

− k2 − 1
τradτdrag

= 0. (7.46)
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Figure 7.3: Decay rate σ as a function of τrad/τdrag for gravity, Rossby and Kelvin type modes as estimated in this

chapter. For simplicity, we have assumed here τrad = 1.

This yields:

ω =
1
2



i
(

1
τrad

+
1

τdrag

)

±
√

4k2 −
(

1
τrad

− 1
τdrag

)2


 , (7.47)

where the term in the square root can be negative and in that case the square root is equal to i times the square

root of the absolute value. Then we obtain:

ik

iω +
1

τdrag

=
2ik

(

1
τdrag

− 1
τrad

)

± i

√

4k2 −
(

1
τrad

− 1
τdrag

)2
. (7.48)

Therefore, if we want to satisfy the boundary conditions, the term under the square root must be positive or this

expression is a pure imaginary number. In other words, Kelvin waves propagate only when:

4k2 >

(

1
τrad

− 1
τdrag

)2

. (7.49)

In that regard, the chevron shaped pattern of the Matsuno-Gill solution obtained by Showman and Polvani [2011]

is impossible to obtain, as it is a combination of mid latitudes Rossby and equatorial Kelvin, planetary waves.

Additionally, when Kelvin waves propagate, as the term in the square root is positive we know the characteristic

decaying frequency of Kelvin wave σK :
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σK =
1
2

(

1
τrad

+
1

τdrag

)

, (7.50)

which is also displayed in Figure 7.3. We have verified with ECLIPS3D that the decay rate σK of the Kelvin

wave follows the analytical calculations. For τ−1
rad = 0.03 and τ−1

drag = 1, we obtain σK = 0.515 where ECLIPSED

gives 0.51501 and 0.51492 for two Kelvin wave modes (with different k values, which also give consistent frequency

values). For τ−1
rad = 2, the k = 0.7 (hence one oscillation on the planet) the Kelvin mode does not exist anymore

with ECLIPS3D, as expected from the analytics.

7.4.3 Short summary

In this section, we have derived asymptotic values for the time decay of propagating waves, displayed in Figure 7.3.

We call σR, σK, and σg the characteristic decay rate of Rossby, Kelvin and gravity type waves, respectively. For

Kelvin waves, we obtained the analytical expression of this rate:

σK =
1
2

(

τ−1
drag + τ−1

rad

)

. (7.51)

More generally, there are three limits:

• When τdrag ∼ τrad, we simply have σR ∼ σK ∼ σg ∼ τ−1
drag

• When τdrag ≪ τrad, this conclusion is unchanged: σR ∼ σK ∼ σg ∼ τ−1
drag, relatively to a factor of 2 notably for

the Kelvin waves.

• When τdrag ≫ τrad, the three decays are different. The Rossby waves decay rate is unchanged: σR ∼ τ−1
drag. The

Kelvin wave decay rate, if these waves can propagate, is much bigger as σK ∼ τ−1
drag and the gravity wave decay

rate is σg ∼ τ−1
drag + τ

1/3
rad ( we recall that these are non dimensional values, hence the necessary homogeneity of the

equations).

In the next section, we use these decay rates to understand the shape of the linear steady circulation, and the

transition to superrotation.

7.5 Transition to superrotation

7.5.1 Shape of the linear steady states

Before discussing the transition to superrotation in the non linear limit, we show in this section that our discussion

on the decay timescale of waves explains the qualitative aspect of the linear steady states, obtained by Komacek and

Showman [2016], see their Figure 5. First, the study of Wu et al. [2001] is particularly insightful: they have shown

that the zonal damping rate is related to
√

τ−1
dragτ

−1
rad. Hence, if the two timescales are small or one of them is vanish-

ingly small, the zonal propagation of waves will be extremely limited in longitude. This is clearly seen in Komacek

and Showman [2016], as when one or two of the timescales are short the temperature gradient is huge between day

and night side and the winds are mostly limited to the day side: the waves, excited in the day side, have been damped

before reaching the night side hence cannot redistribute heat nor lead to strong night side winds (in the linear limit).
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With equations (7.49) and (7.50), we can provide further qualitative understanding of Komacek and Showman

[2016]. Because of the strong asymmetric, steady forcing, the dominant wavenumber k ensures one oscillation

around the planet. In other words, 2πrk = 2π so that once we have travelled through the whole circumference of

the planet we are back to where we started. In non dimensional units, this leads to:

k ∼ 0.7 . (7.52)

Hence, supposing that one of the timescales τ is dominant over the other, ensuring that Kelvin waves propagate

requires:

τ >
1
2k

∼ 0.7 (7.53)

Following SP11, the characteristic time used in the nondimensional equations is T =
(√
gHβ

)−1/2
where g is the

gravitational acceleration, H the initial, constant height of the shallow water flow and β the derivative of the Rossby

parameter. The characteristic length is: L =
(√
gH/β

)1/2
. Usual conditions for hot Jupiters, at the equator give

gH ∼ 4 × 106m [Showman and Polvani, 2011] hence L ∼ 7 × 107m and T ∼ 3.5 × 104s. Therefore, in dimensional

units on a shallow water beta plane, this corresponds to τ > 2.5 × 104s. Hence, if one of the timescales is inferior to

2.5 × 104s, Kelvin waves can propagate only if the other timescale is of the same order. But if both these timescales

are . 2×104s, the dissipation time for these Kelvin waves will be very short. Taking for simplicity the characteristic

speed of waves to be
√
gH which in our case is roughly 2 × 103m.s−1 then the time for a wave to travel around

the whole planet is ∼ 2 × 105s. Therefore, for timescales . 2 × 104s, even in the cases where Kelvin waves exist

they can’t propagate around the whole planet and lead to the stationary chevron shaped pattern of Showman and

Polvani [2011], as predicted by Wu et al. [2001].

Writing equation (7.53) with dimensional units is quite insightful. Assuming that the most important wave number

is k = 1/r, hence one oscillation around the planet as imposed by the forcing, Eq.(7.53), we can write:

τd >
r

2
√
gH

(7.54)

where the d subscript stands for dimensional. This equation shows that for a given τd, there is a minimal height

under which the Kelvin waves do not propagate anymore. As shown first by Wu et al. [2000] then Tsai et al.

[2014], the three dimensional structure of the propagating waves can be decomposed onto shallow water waves with

different equivalent depth, solutions of the homogeneous equations but with the nondimensional height which varies

with the modes. Tsai et al. [2014] then showed in their Figure 2 that the projection of the heating function of the

vertical modes has a high amplitude for modes with equivalent height between 5HP and 0.2HP, where HP is the

pressure scale height, roughly of the order of 4 × 105m in Hot Jupiter atmospheres. Therefore, for equivalent depth

H = 5HP ∼ 2 × 106m and H = 0.2HP ∼ 8 × 104m we obtain:

104s < τd < 6 × 104s . (7.55)

Equation (7.55) states that if τd < 104s, no Kelvin waves can propagate with smaller height than 5HP: the linear

steady state will have an almost null projection onto Kelvin waves even if the heating function does project onto
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Kelvin waves. On the other hand, if τd > 6 × 104s, the majority of the Kelvin waves excited by the forcing can

propagate. We recall that if both timescales are comparable, then Kelvin waves can always propagate. This study

is applicable when one of the timescales is dominant over the other.

This behaviour is visible in Figure 5 of Komacek and Showman [2016]. In the limit where the drag is too strong, the

waves are damped efficiently, the thermal structure strongly resembles the thermal forcing, and there is no Kelvin

wave structure at the equator. On the other hand, with low drag (τdrag > 105s) the Kelvin wave component is

visible only when the radiative timescale is long as well (> a few 104s). As we have seen in section 7.4, in the limit

of short radiative timescale the Kelvin waves do not propagate, whereas Rossby and gravity waves do propagate,

but Rossby wave are much less damped: the dynamical shape of the atmosphere is dominated by the Rossby wave

component, and the linear steady state strongly resembles Figure 7.1b. However, when τrad is further increased,

the Kelvin wave component has more power, and eventually dominates at the equator.

Therefore, we can complete the picture with the case τdrag = 105s and τrad,top = 103s. In Komacek and Showman

[2016], according to their equation 9, at P = 80mbar the isobaric surface presented in Figure 5, the radiative

timescale is 1.6 × 104s and the drag timescale 105s. According to our estimates, the Kelvin wave component should

have non negligible power at the equator. Additionally, solving the polynomial (7.42) with these characteristic

timescales yields a decaying frequency of ∼ 0.8 nondimensional units for the most excited rossby and gravity waves,

while the decaying time of the Kelvin waves in this case is ∼ 1.2. This case therefore has a combination of (i) Kelvin

waves propagating (ii) long enough dissipation for waves to travel around the whole planet and (iii) comparable

dissipation times for Kelvin and Rossby waves. We expect the steady state of the atmosphere to look like a combi-

nation of planetary Rossby and Kelvin wave with roughly the same magnitude, hence the chevron shaped pattern

predicted by SP11 in the Matsuno-Gill circulation. This is confirmed by Figure 5 of Komacek and Showman [2016]:

in this limit, the linear steady states is similar to Figure 7.1a.

In this section, we have therefore assessed the validity of our decay rate estimations in the study of the linear

steady states, under various drag and radiative timescale conditions. We now explore how this applies to the real

evolution of hot Jupiters from numerical simulations, from the time when the heating is switched on to the final

state of steady superrotation, as detailed in chapter 5. We begin with an order of magnitude analysis in section

7.5.2, showing the need to understand the low damping strong heating case, before turning to the study of non

linear accelerations in section 7.5.3.

7.5.2 Order of magnitude analysis

In this section, we estimate the maximum forcing under which the consideration of a linear steady state is rele-

vant. First, as we are performing a linear study, the value of the maximum velocity must be proportional to the

amplitude of the forcing for constant τrad and τdrag. The amplitude of the forcing can be well represented by the

dayside-nightside equilibrium temperature difference we implement at the top of the atmosphere ∆Teq,top. Assum-

ing that the radiative timescale is appropriately represented by the polynomial fit of Heng et al. [2011], adapted

from Iro et al. [2005], the amplitude of the MG circulation will then only depend on ∆Teq,top and the drag timescale.
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Let us call uMG the zonal velocity of the linear steady state. This steady state can only be reached if the non

linear terms can accurately be neglected when u = uMG. The first neglected non linear term is the zonal advection,

uMG∂uMG/∂x ∼ u2
MG/L where L is a characteristic length, whereas the linear terms are of the order of uMG/τdrag.

Hence we obtain a maximum speed umax over which linear steady solutions will not be reached in a 3D GCM:

umax ∼ L

τdrag
. (7.56)

For the study of hot Jupiters, L ranges from half the planetary circumference in the MG case to the full circumference

in the superrotating case. Roughly, L ∼ πr. Calling uMG,1 the maximum zonal wind at the equator for the Matsuno-

Gill solution with ∆Teq,top = 1K, using the linearity of uMG to the forcing we have for any ∆Teq,top at a constant

τdrag:

uMG,∆Teq,top
≈ uMG,1 ∗

(

∆Teq,top

1K

)

. (7.57)

Combining equations (7.56) and (7.57) yields a maximum forcing value for which the linear steady state can be

reached:

(

∆Tmax

1K

)

≈ 1
uMG,1

L

τdrag
. (7.58)

Above this value, the non linear considerations come into play before the linear steady state is reached, hence all

the waves triggered by the forcing can be dissipated (see Eq.(7.31)). This has already been noted in Section 3.3.2

of Tsai et al. [2014], where they acknowledge that their analysis is strictly valid only in the strong or moderate

damping scenario. As we see in Eq.(7.58), if τdrag is too long, hence low damping scenario, the maximum forcing

will be very small, and the linear approximation breaks for forcing amplitudes relevant for hot Jupiters.

There are therefore two limits: in the strong or moderate damping scenario, the atmosphere first reaches the linear

steady solution and the subsequent evolution is due to the non linear acceleration. Hence if we suppose that

roughly ∂U/∂t = U2/L, where the U2/L term either comes from the advective or metric terms (which in essence

are identical), then the characteristic time τevol for the atmosphere to significantly depart from the MG where

U = uMG is

τevol =
L

uMG
. (7.59)

This is the Tsai et al. [2014] situation, where the waves change the mean flow in a quasi static way leading to the

emergence and equilibration of superrotation.

In the low damping scenario, the atmosphere never reaches the Matsuno-Gill steady state. Let us suppose for

example that the atmosphere is composed of a slowly oscillating, slowly decaying Rossby wave hence ωR, σR ≪ 1

and a quickly oscillating, strongly damped Kelvin wave with ωK , σK ≫ 1. This is the case when τdrag ≫ 1 and

τrad ≪ 1 (in nondimensional units). In this simplified case, equation (7.29) simplifies to:

174



XF =
qR

σR − iωR
X̃R(x, y)

(

1 − e(iωR−σR)(t)
)

+
qK

σK − iωK
X̃K(x, y)

(

1 − e(iωK−σK)(t)
)

, (7.60)

where XF is the vector of solution that depends on time. We know that in the linear steady state, assuming qR ∼ qK ,

the Rossby wave component will have much more power than the Kelvin wave as |iωR − σR| ≪ |iωK − σK |. We

have studied this in the previous section: the linear steady state resembles that of Figure 7.1b. However, let us take

a time t so that |iωK − σK | ≪ 1 and (necessarily) |iωR − σR| ≪ 1. Equation (7.60) can be linearised to first order:

XF(σRt, σKt ≪ 1) ≈ qRX̃Rt+ qKX̃Kt . (7.61)

In the limit of very short times, the Rossby and Kelvin wave component of the time dependent solution of the

atmosphere are comparable (provided qR ∼ qK). This even stands for |iωK − σK | & 1 but |iωR − σR| ≪ 1. In that

case, the exponential term is almost zero for the Kelvin component, whereas the same linearisation stands for the

Rossby component. Hence:

XF(σRt ≪ 1, σKt & 1) ≈ qRX̃Rt+
qK

σK − iωK
X̃K . (7.62)

Dividing the Rossby by the Kelvin components yields:

∣

∣

∣

∣

fR

fK

∣

∣

∣

∣

=

∣

∣

∣

∣

qR

qK
(σK − iωK)t

∣

∣

∣

∣

&
qR

qK
. (7.63)

Provided that the projection of the heating function on the Rossby and Kelvin components is similar, the time

dependent solution will therefore exhibit comparable Rossby and Kelvin components in the range of times where

the first triggered Kelvin wave has not been completely damped, although the steady state will be dominated by

the Rossby component.

This has important consequences for the triggering of superrotation. We have said in section 7.2.2 that the situations

that exhibit superrotation in the non linear limit had a negative convergence of momentum at the equator in the

linear limit, opposite to the proposed explanation of Showman and Polvani [2011] for the spin up of superrotation.

This negative convergence arises from the domination of Rossby waves over other waves in the low drag limit, as

we have shown in sections 7.4 and 7.5.2. However, this divergence of eastward momentum supposes that the linear

steady state can be reached. In 3D GCMs with forcing relevant to the study of hot Jupiters, our estimations of

equation (7.58) show that the linear steady state is not necessarily relevant.

Actually, in hot Jupiters with physically plausible heating and drag timescale, the linear steady state is never

reached before non linear effects come into play. Figure 10 of SP11 shows the state of the atmosphere after 1 day of

3D GCM simulation, and because it resembles to the MG circulation (in this chapter, Figure 7.1a) they conclude

that the study of the Matsuno-Gill steady state is relevant. Actually, if superrotation does occur, Komacek and

Showman [2016] who use the same GCM show that the linear steady state should exhibit a ’reverse’ Matsuno-Gill

shape (our Figure 7.1b). Therefore, after 1 day, they haven’t reached the linear steady state (our equation (7.30),

Figure 7.1b) but they have reached the limit where the non linear effects come into play, which happens to be at

σKt & 1 and σRt ≪ 1 and according to the work of this chapter (equation (7.62) and section 7.4.3) this resembles

strongly to the chevron-shaped pattern cicrulation. Therefore, when non linear terms must be taken into account,
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the shape of the atmosphere (our Figure 7.1a) favours the meridional convergence of eastward momentum at the

equator. We study this further in the next section using our own GCM (the UM presented in section 5.3).

7.5.3 3D GCM simulations with various forcings

Qualitative shape of the atmosphere

In order to assess the applicability of the linear shallow water result in 2D, we have run simulations in the UM were

we only changed the strength of the forcing. We consider Newtonian heating within the framework on Heng et al.

[2011]. When changing the forcing, we have chosen the pressure dependent radiative timescale of Iro et al. [2005]

projected on height based coordinates, and our equilibrium temperature follows the values of Heng et al. [2011] for

the mean temperature but the ∆T is varied from 0.1 to 100K. Obviously, this is only a toy model as we do not

expect to find a tidally locked planet with an effective temperature of 1300K and a day night variation of 0.1K, but

it allows to study the physical mechanisms. Atmospheric drag has not been explicitly implement in the UM, but is

provided by a diffusion scheme as detailed in Mayne et al. [2014a] and in section 5.3 of this work.

First, as long as the linear effects are dominant, we should expect all simulations to have qualitatively similar fea-

tures but with quantitative value that scales with the forcing. After 1 day of simulation, all of our simulations have

the same shape, characteristic of Figure 7.1a, only the magnitude of the pressure differences and winds change. We

recognize the chevron shaped pattern of SP11, but we state again that this is not the steady Matsuno-Gill solution.

The dissipation we have taken is equivalent to τdrag ∼ a few 105s, and at P ∼ 80mbar the radiative timescale of

Heng et al. [2011], adapted from Iro et al. [2005], is of the order of 2.5 × 104s. In this range of parameters, the MG

state can only be considered as reached after ∼ 10 days, the time for the Rossby waves, the less dissipated ones

(see section 7.4.3), to be dissipated. Therefore, we recover the results of equation (7.61) and the previous section:

in the limit of short times, the atmosphere first tends to a situation with comparable powers in Rossby and Kelvin

waves.

With ECLIPS3D, we have calculated the expected Matsuno-Gill steady state in this situation which is displayed

in Figure 7.4a. We recover dominant mid latitude Rossby gyres are dominating, associated with equatorial winds

mainly fueled by the rotating mid latitude winds. Clearly, the circulation is different to Figure 7.1a where the

equatorial winds seem to break the global rotating motion. Additionally, we show in figure 7.4 the comparison

between the atmosphere with δTeq,top = 1K and δTeq,top = 100K after 10 days. We see that the longitudinal

extent of the westward winds is shrinked in the strongly forced case: the atmosphere has already diverged from the

Matsuno-Gill linear steady state. Regarding the time of departure from the MG, in the δTeq,top = 1K simulation

the linear steady winds are of the order of 2m.s−1. Therefore for δT = 100K we expect uMG ∼ 200m.s−1, hence

with equation (7.59) a time to depart from MG of ∼ 106s, which is about 10 days or the time to converge to the

MG state. In Figure 7.4c, the maximum equatorial winds reach about 350m.s−1: the order of magnitude is adequate.

These results bring two conclusions: (i) in the linear limit, as expected all simulations behave similarly and there

is no threshold to superrotation triggered by the non linear acceleration once the MG state is reached. The only

176



0 50 100 150 200 250 300
Longitude

80

60

40

20

0

20

40

60

80

La
tit
ud

e

5000

5025

5050

5075

5100

5125

5150

5175

5200

(a)

0 10 20 30 40 50 60 70
0

5

10

15

20

25

30

35

40

45

8063.5

8064.0

8064.5

8065.0

8065.5

8066.0

8066.5

(b)

0 10 20 30 40 50 60 70
0

5

10

15

20

25

30

35

40

45

8000

8050

8100

8150

8200

8250

(c)

Figure 7.4: Pressure (color) and winds (arrows) for (a) linear steady state calculated with ECLIPS3D with δTeq,top =

100K, τdrag = 2 × 105s and τrad following Iro et al. [2005]. (b): 3D GCM result at the 80mbar level after 10 days of

simulation, with δTeq,top = 1K and the radiative timescale of Iro et al. [2005]. The characteristic speed is 1m.s−1;

(c): 3D GCM result at the 80mbar level after 10 days of simulation, with δTeq,top = 100K and the radiative timescale

of Iro et al. [2005]. The characteristic speed is 200m.s−1

limiting problem is the time to reach a non linear steady state, which is inversely proportional to the strength of the

forcing. (ii) If the time to depart from the MG steady state is much smaller than the time to reach the MG steady

state, the global understanding of spin up of superrotation might be erroneous. This happens when the forcing is

bigger than 100K in the conditions of Figure 7.4. If the drag timescale is further increased, this situation would

require an even lower forcing. On the other hand, as shown by Komacek and Showman [2016], reducing the drag

timescale below ∼ 105s might lead to a suppresion of superrotation (in this situation, the drag timescale is lower
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than the advective timescale of a superrotating jet, explaining the breaking of superrotation).

Hence if superrotation does exist in hot Jupiter atmospheres, the steady linear considerations hardly apply for its

acceleration where non linear effects quickly dominate. Notably, the study of both Tsai et al. [2014] and SP11

(and more recently Hammond and Pierrehumbert [2018], which have extended Tsai et al. [2014] in 2D but with a

shear flow) would only apply in the limit of slow evolution, hence once the atmosphere is already close to a non

linear steady state. This explains why the Figure 16 of Tsai et al. [2014] which represents their linear consideration

compares so well with their Figure 15, taken from 3D numerical simulations: when the initial superrotation is

already settled, the further evolution is slow and can be understood in the linear limit. However, they provide no

comparison between the linear expectation and the 3D simulations during the original spin up phase of superrota-

tion. As we have seen in this section, linear consideration apply as long as we consider time dependent solution.

The assumption of a linear steady state is not justified in the spin up phase.

In this section, we have therefore shown the need to understand the linear evolution and not only the linear steady

state for the spin up of superrotation. However, we have restricted ourselves to 2D shallow water situations for

the analytical detail, and it therefore seems necessary to conclude this chapter by treating the vertical acceleration

using GCM simulations.

Accelerations

In this section, we want to expolore the acceleration of the mean flow during the spin up of superrotation. Once the

jet is settled and evolving slowly, the studies of Tsai et al. [2014] and Hammond and Pierrehumbert [2018] describe

the evolution of superrotation, but the initial acceleration is less clear as we have explained through this chapter.

Following Mayne et al. [2017] or Hardiman et al. [2010]. the acceleration of the mean flow can be written as:

(ρ u),t = − (ρv u cos2 φ),φ

r cos2 φ
− (ρw ur3),r

r3
+ 2Ωρv sinφ− 2Ωρw cosφ− (ρ′u′),t −

[

(ρv)′u′ cos2 φ
]

,φ

r cos2 φ
−

[

(ρw)′u′r3
]

,r

r3
+ ρGλ,

(7.64)

where Gλ denotes the body forces acting in the longitudinal direction (not considered here). The subscripts of

this equation denotes partial derivatives, and every quantity X is defined as X = X̄ +X ′ where a bar denotes an

average on longitude. In this section, we don’t mention mean flow-mean flow accelerations as we have verified that

they are negligible during the spin up. Once the superrotation is settled, these accelerations should be taken into

account as they balance the eddy accelerations and eventually lead to a non linear steady state (see notably the

conclusions of Tsai et al. [2014] on this point).

Following SP11, the meridional eddy accelerations, involving v′ and u′, should bring momentum at the equator

from the MG steady state whereas the vertical accelerations are preventing the spin up of superrotation. On Figure

7.5, we show the value of (ρ u) for δT = 100K after 50 days of simulations as well as the vertical and meridional

accelerations. After 50 days, the jet extends from roughly 1mbar to 1bar with the maximum of (ρ u) around 0.2bar.
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As in Figure 15 of Tsai et al. [2014], we observe that the vertical accelerations are slowing down the upper part of

the jet, while extending the jet to deeper pressures. The meridional accelerations on the other hand compensate

the vertical slowing down in the upper part of the jet. This is the usual picture, obtained once the jet is settled, in

agreemeent with both Tsai et al. [2014] and SP11.
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Figure 7.5: (a) (ρ u) (SI) as a function of pressure and latitude after 50 days of simulations with ∆T = 100K. (b)

Vertical acceleration (SI) for the same simulations. (c) Meriodonal accelerations (SI) for the same simulation.

However, as the forcing is smaller than the real forcing of hot Jupiters, we can study the initial creation of a jet

more carefully. First, we observe that the jet sets up initially between 0.08 and 0.1 bar in about 15 days (not

shown), and then extends upwards and downards. We show on Figure 7.6 the meridional and vertical accelerations

after 1, 5 and 20 days in the ∆T = 100K case.
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We see that in the region where superrotation is the strongest (see Figure 7.5), the vertical eddy acceleration always

provides the maximum momentum convergence. Additionally, with time the location where the vertical motion

accelerate the jet gets deeper. This can be understood in the following way: the superrotation is not affecting the

mid latitude circulations, which keeps bringing eastward momentum to the equator. However, the global motion

in the vertical direction is broken at the equator, as the zonal winds go only in one direction when superrotation

sets up. This breaks the deposition of eastward wind at the equator, which was accompanied with a removal of

westward wind on the night side of the planet. Globally, it appears that the vertical accelerations sets up the initial

superrotation, which then tends to decrease and even change the sign of the vertical accelerations. Then, the global

meridional motions act to sustain the jet once the vertical eddy acceleration are negative.

This phenomenon is even more stringent for longer drag timescales. In this case, Komacek and Showman [2016] have

noticed that the meridional motion of the linear steady state is opposite to what is necessary to drive superrotation,

although they do observe that the non linear steady state is indeed superrotating. We show on Figure 7.7 the

accelerations for ∆T = 10K after 20 days. The vertical accelerations clearly have a predominant role in the

formation of the jet.

Globally, we can then resolve the discrepancy of Figure 4 and Figure 5 of Komacek and Showman [2016], discussed

throughout chapter (notably section 7.2.2 and this section): nonlinearly superrotating atmospheres can have linear

steady states that would oppose superrotation, in contradiction with Showman and Polvani [2011]. The study of

Tsai et al. [2014], in the limit of strong dissipation, does not offer explanation for the apparent paradigm. First,

as we have shown, the treatment of the time dependent linear solution shows that the linear steady state is not

relevant in the high forcing case. After 1 day, the nonlinear terms become dominant whereas the MG steady state

would require linear effects to dominate for at least 10 days. The shape of the atmosphere after 1 day is again

given by our Figure 7.1a: it is the usual chevron shape pattern of SP11. Therefore, when non linear effects become

dominant, they tend to accelerate the equator whereas if the linear steady state had been reached the deceleration

by meridional motion could have been dominant: for adequate forcing in hot Jupiter conditions, the state of the

atmosphere after 1 day always leads to meridional momentum convergence at the equator. Then, as seen on Figure

7.6, the vertical accelerations also need to be taken into account: at the 80mbar pressure range, vertical motion

triggers the emergence of superrotation contrary to what is proposed by SP11. Only when superrotation is settled

(Figure 7.5b) do the vertical accelerations tend to decelerate the jet, and extend it deeper.

Later on, once the superrotation is settled, the study of Tsai et al. [2014] applies to the slower evolution of the

atmosphere, leading to the possible existence of a unique steady state. This steady state is permitted by both

meridional and vertical accelerations, as we have seen through this work. This explains why superrotation is

reached even when the dissipation is very low, although the initial acceleration is not included in the explanation

of Tsai et al. [2014].
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7.6 Conclusion

In this chapter, we have been driven by the will to understand the spin up of superrotation, and notably to explain

the inherent discrepancy between the papers of Showman and Polvani [2011] and Komacek and Showman [2016].

In Showman and Polvani [2011], they propose that the superrotation is triggered by non linear accelerations around

the linear steady state, that converge momentum to the equator. On the other hand, Komacek and Showman [2016]

show that the configurations that exhibit superrotation is associated with momentum divergence at the equator in

the linear steady state limit. These two situations needed to be reconciled.

In order to resolve this apparent contradiction, we have studied the general form of the time dependent linear

response of the atmosphere to a constant, asymmetrical heating. This response depends on the shape of the forcing,

the global shape and frequency of the waves and the decay rate of these waves. Our first conclusion, through the

use of ECLIS3D, is that changing the longitudinal shape of the forcing is not of prime importance in the qualitative

understanding of superrotation, although quantitatively it does affect the results. The use of a Newtonian cooling

scheme with a wavenumber 1 in longitude is therefore a reasonable approximation.

We have also obtained an equation for the frequency and decay rates of the propagating waves, as in Heng and

Workman [2014]. We could not solve this equation analytically for Rossby and gravity waves, and have therefore

estimated the asymptotic behaviour of the waves through numerical solving with Mathematica. For Kelvin waves

on the other hand, the analytical solution has been obtained. The estimated decay rates were reported in section

7.4.3 and Figure 7.3. Importantly, it shows that in the limit where the radiative timescale is dominant over drag,

the Rossby waves are much less damped than other waves, whereas the damping rates are comparable when drag

is of the order of radiative timescale or when drag is dominant.

From there, we have explained qualitatively the shape of the linear solution with different drag and radiative

timescales, as presented in Figure 5 of Komacek and Showman [2016] and our Figure 7.1. The zonal dependency

had also been estimated by Wu et al. [2001] by other means. Our major result is that in the limit of short times

(compared to the damping rates), limits that were not studied by SP11 and Tsai et al. [2014], the waves present

in the decomposition of the heating function contribute almost equally to the time dependent linear solution. This

tends to create a Matsuno-Gill like circulation (Figure 7.1a) in the first day of the evolution of a hot Jupiter at-

mosphere in a GCM, although the actual linear steady state would be a "reverse" Matsuno-Gill, exhibiting eatward

momentum divergence at the equator (Figure 7.1b). With order of magnitude analysis, we have concluded that

in simulation representative of hot Jupiters, the linear steady state could not be reached but non linear terms

were dominant after ∼ 1 day, hence when the atmosphere resembles the Matsuno-Gill circulation. In that regard,

the equator is accelerated although the steady state would tend to decelerate the equator, resolving part of the

discrepancy between Komacek and Showman [2016] and SP11.

Finally, we have considered the non linear accelerations during the spin up of superrotation from 3D GCM simula-

tions with different forcing, to assess the importance of the vertical accelerations. Once the jet is settled, the vertical

acceleration tends to decelerate the upper part of the jet while extending it to deeper pressure. The meridional
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acceleration oppose this deceleration, and a steady state can be reached, as already shown by Tsai et al. [2014]. On

the other hand, during the spin up, the vertical accelerations contribute equally with the meridional accelerations

to settle an initial superrotation. This is in disagreement with Figure 11 of Showman and Polvani [2011], but their

figure is averaged in the upper atmosphere (above 30 mbar) where superrotation does not develop or is weaker. Nu-

merically, it seems that as a jet is initiated, the vertical circulation is altered preventing the deposition of eastward

momentum at the equator, whereas the meridional circulation is roughly unchanged.

All in all, in this chapter, we have studied, on theoretical and semi analytical grounds the spin up of superrotation.

We have shown that previous studies needed to be improved to provide a coherent understanding of the initial

acceleration of the equator of hot Jupiters. Combined with the works of SP11, Tsai et al. [2014], Komacek and

Showman [2016], Hammond and Pierrehumbert [2018], a global picture of the atmospheric dynamics of hot Jupiters

can be drawn.
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Figure 7.6: Left column: meridional acceleration in the ∆T = 100K case after 1, 5 and 20 days. Right colum: same

for vertical accelerations. Units in SI
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Figure 7.7: (a) Meridional acceleration in the ∆T = 10K case after 20 days. (b): same for vertical accelerations.

Units in SI
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Chapter 8

Conclusion and perspectives

Le cosmos est mon campement

Caracole - La horde du contrevent - Alain Damasio

F
rom the convective interior of Jupiter to the superrotating atmosphere of hot Jupiters, I have detailed

throughout this thesis many physical mechanisms at stake in giant planets. As a start, I have focused on

the structure of giant planets. Chapter 2 sets the theoretical and conceptual grounds, explaining how and

why Jupiter and giant gaseous planets are in a globally convective state. With the latest data from Juno, this broad

picture was improved but only in concert with a precise enough method to constrain the interior of Jupiter from the

observation of its gravitational moments. I have detailed the concentric Maclaurin spheroid method [Hubbard, 2012,

2013, Wisdom and Hubbard, 2016], as well as the study of its maximum precision and limitation in chapter 3, as

presented in Debras and Chabrier [2018]. The main idea is that the method decomposes the planet into concentric

spheroid of constant density, but if an error is made in the upper layers then it is propagated and amplified through

the whole structure of the planet. A thorough analysis of the errors has shown that the repartition of spheroids

had to be chosen adequately (namely with a power law or exponential repartition) to ensure a small enough dis-

cretisation issue. Additionally, the treatment of the outer layers was not possible without altering significantly the

precision of the method. We have shown that neglecting the high atmosphere, above 1 bar, as done by Wahl et al.

[2017] led to an irreducible error of the order of 1 × 10−7 on J2. This incertitude is lower than the first observations

of Juno [Bolton et al., 2017] but higher the latest ones [Iess et al., 2018]. Therefore, the observations hare already

more precise than the intrinsic precision of the method in its present form (although to date physical uncertainties

dominate over the numerical uncertainties from the method itself).

The possibilites for improvement of this method are numerous. The main tracks are the inclusion of tidal effects

and differential rotation in the CMS method itself, as well as a direct calculation of the moment of inertia and Love

numbers to compare with forthcoming observations. One could also evaluate with physical arguments the influence

of the high atmosphere layers (above 1 bar) to diminish the "irreducible" error of the CMS method as we have pre-

sented it. However, in its present state the method is precise enough to be used on other planets (the orientation of

Uranus might require further developments). Notably, the observation of Saturn during the grand finale of Cassini

are expected to drastically improve our knowledge of its gravitational moments, although the results are still not
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published.

From the values of the gravitational moments of Juno [Iess et al., 2018] and the knowledge of the equation of

state of hydrogen and helium [Chabrier et al., 2018, Mazevet et al., 2018, Militzer and Hubbard, 2013, ,...], I have

detailed the new interior models of Jupiter I have derived in chapter 4. We have first shown that traditional two or

three layers models, with one or two homogeneous convective zone and a compact core, cannot reproduce both the

observed gravitational moments of Juno and the elemental abundance observed by Galileo. Hence, Jupiter must

be composed of at least four zones: an outer, homogenous and convective envelope, a zone of composition change,

an inner homogeneous and convective envelope and a diluted core. A central compact core can also be present.

Between the outer envelope and the inner envelope, the observational constraints require a significant increase in

the entropy associated with an increase in the mean molecular weight, so that the density gets lower than the

density of an adiabatic structure. This increase in entropy is degenerated with the size of the compact core. These

models are constrained by the theoretical knowledge of phase transitions and separation [Stevenson and Salpeter,

1977a,b, Mazzola et al., 2018, ,...], layered convection [Leconte and Chabrier, 2012, Rosenblum et al., 2011, ,...],

our understanding of the origin of Jupiter’s magnetic field [Connerney et al., 2018, Gastine et al., 2014, Duarte

et al., 2018, ,...] and constraints on the evolution of Jupiter [Hubbard, 1968, Guillot et al., 1994, ,...]. We have also

provided an extensive discussion on the physical assumptions of our model, showing for example that it is safe to

consider an adiabatic structure from the 1bar observation of Galileo or that our models do satisfy the condition for

layered convection. Globally, our models are the first ones to satisfy the observational constrains of both Juno and

Galileo, and show that the structure of Jupiter is more complex than previously thought, hampering the simple

calculations from evolutionary codes.

Many questions however remain unanswered by our study. The current understanding of layered convection [e.g.,

Leconte and Chabrier, 2012, Rosenblum et al., 2011] does not allow certainty over whether layered convection is

dominant or even present in the region of the planet where composition changes occur. The treatment of the

diffusive core is very simple as well, and further work in the understanding of the erosion of a core by metallic

hydrogen could clarify some of our issues [Moll et al., 2017]. Without improvement in theoretical physics, there are

yet a few perspectives from our work. First, it seems necessary to study the effect of our interior structure on other

observable signals, such as magnetic field and oscillations. If, combined with a dynamo evolution code [e.g., Gastine

et al., 2014], our converged structures of Jupiter could yield a sufficiently strong magnetic field, further confidence

could be given to our work. Notably, the latest studies of Connerney et al. [2018] and Moore et al. [2018] tend

to show that stratified layers in the Mbar region could explain the multipolar shape of the outer Jovian magnetic

field, in agreement with our work. Then, as stated above, adapting our understanding of Jupiter’s structure to the

case of Saturn could prove to be a robust test of our theories. More generally, the interior structure of Jupiter we

derived could be a template for extrasolar Jupiter-like planets.

Subsequently, in chapter 5 we have presented our current knowledge of a particular, widely observed type of ex-

oplanets: hot Jupiters. These planets have masses comparable to that of Jupiter but are orbiting their star so

closely that they end up in a tidally locked state, with an extreme day side heating and night side cooling. Giant

planet evolution theories, benchmarked with Jupiter and Saturn (e.g., Guillot et al. [1996], Goukenleuque et al.
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[2000]) have shown that the radii of these hot Jupiters are too large compared to what we would expect: this is the

inflated radius puzzle. Although layered convection, a physical mechanism relevant in Jupiter and Saturn, has been

proposed as a mechanism to explain this inflation [Chabrier and Baraffe, 2007], the inflated radius issue required

new theoretical and analytical methods to be resolved. From the works of Showman and Guillot [2002], Batygin

and Stevenson [2010], Bodenheimer et al. [2001, ,...] the origin of the inflated radius has often been linked with

dissipative processes at depth. However, Tremblin et al. [2017] has shown that a global vertical circulation advecting

potential temperature, can yield a hotter adiabatic interior. For Jupiter, we have seen the importance of the external

dynamical processes to improve our knowledge of its internal structure [Kaspi, 2013, Kaspi et al., 2017, 2018]. The

issue of the inflated radius shows that understanding the interior structure of hot Jupiters requires to understand

their atmospheric dynamics. We have therefore detailed in chapter 5 the numerical methods to study hot Jupiters

atmospheric dynamics: global circulation models (GCMs), and particularly the university of Exeter’s GCM, the

Unified Model (UM). Applied to hot Jupiters, various GCMs exhibit a common feature: equatorial superrotation.

We have questioned the numerical details and robustness of superrotation in Mayne et al. [2017], and have also

shown in chapter 5 that the addition of clouds and disequilibrium chemistry might change the globally accepted

paradigm of broad equatorial superrotation with an eastward shift of the hot spot (see notably the observations of

Dang et al. [2018]).

The improvement of our understanding of hot Jupiter atmospheres with numerical methods will probably be asso-

ciated with the improvement of the physical details of GCMs. The influence of the degree of idealisation of these

codes on the numerical results has to be assessed, through exploration of parameter space [Mayne et al., 2017] or

dedicated studies on the importance of neglected physical processes (shocks and turbulence for example, Fromang

et al. [2016], Ryu et al. [2018], Watkins and Cho [2010], ...). Additionally, most GCMs use simplified equations

for the dynamical evolution: the primitive equations. In hot Jupiters, Mayne et al. [2014a] have shown that the

use of the primitive equations is a plausible approximation. In a submitted paper to the Astrophysical Journal,

however, we show that this approximation breaks down in the regime of Super Earth or Warm Neptunes (Mayne,

Drummond, Debras et al, submitted). My contribution was to estimate analytically the source of breaking of the

primitive equations for these atmospheres, and the conclusion is that the traditional approximation, neglecting the

vertical speed in front of the meridional speed, can break even when the aspect ratio of the atmosphere is small.

Finally, extending on the works of Tremblin et al. [2017], Mayne et al. [2017], Lines et al. [2018b,a], we are very

interested in understanding further the dynamical evolution of the atmosphere: we want to assess whether the 3D

temperature structure does converge to an adiabat at depth, confirming the inflated radius explanation of Tremblin

et al. [2017], and we want to study the changes in the atmospheric dynamics when radiatively active clouds are

included, and not only a reflecting cloud distribution following the atmospheric circulation.

Globally, the study of the atmospheric dynamics of hot Jupiters requires understanding theoretically whether su-

perrotation is a robust mechanism. To help us toward that goal, I have developed ECLIPS3D, a linear eigenvector

code that solves for waves, instabilities and steady circulations around any 3D steady atmosphere. It has proven

to be a reliable code that provides detailed insight into the linear development of processes at stake in planetary

atmospheres, and I have used it extensively during my PhD to assess the validity of analytical calculations or ex-

plore numerically the shape of different type of waves or steady circulations. We plan to submit a public version of
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ECLIPS3D, allowing for comparisons with other such codes and studies of wave processes in planetary atmospheres

as well as in many different physical or astrophysical situations, the range of applicability of ECPLIS3D being

virtually unlimited and its adaptibility very high. The main limiting issue is the resolution, and we therefore plan

on changing the numerical library to a library more suited to the study of sparse matrices, or to provide a spectral

decomposition of the eigenvectors in space as well as in time.

In the last chapter of this thesis, we have finally presented theoretical calculations for explaining the spin up of

superrotation in hot Jupiters. Because of their particular physical conditions, the canonical understanding of su-

perrotation from solar system planets is inappropriate in the context of hot Jupiters. Instead, we have extended

on the works of Showman and Polvani [2011], Tsai et al. [2014], Komacek and Showman [2016], Hammond and

Pierrehumbert [2018] that explain the importance of the linear steady state for hot Jupiter superrotation. I have

calculated the decay rates of waves for different damping conditions, and shown which waves are mostly contributing

to the linear steady state. However, in the short timescales limit, the linear time dependent solution of the forced

atmosphere has an equal contribution from all the waves excited by the heating, although their contributions to

the linear steady state is very different. Providing an order of magnitude analysis, I have shown that the linear

steady state was never reached for typical conditions of hot Jupiters, and therefore that the linear time dependent

solution was better suited to the understanding of superrotation. As non linear effects come into play when the

mean circualtion of the atmosphere leads to a convergence of momentum at the equator, an initial superrotation is

accelerated (although the linear steady state would have led to a divergence of eastward momentum at the equa-

tor). This allows to resolve a discrepancy inherent to the works or Showman and Polvani [2011] and Komacek

and Showman [2016], detailed in chapter 7. Finally, the considerations of the non linear accelerations in weakly

forced simulations allow to conclude on the importance of the vertical transport of eastward momentum during the

spin up phase, which was assumed to be negative before our work. Globally, we explain the initial acceleration of

superrotation in hot Jupiters, and the equilibration of this primordial jet is explained by Tsai et al. [2014]: a global,

coherent understanding of superrotation can be drawn.

These semi analytical considerations on superrotation could be further improved in a few ways. First, it would

prove valuable to provide a better treatment of the 3D structure of the atmosphere than our simple estimations of

equation (7.55). The actual behaviour of GCM simulations is three dimensional, and even our qualitative conclu-

sions are limited by the use of a 2D shallow water beta plane. Then, following Tsai et al. [2014] or Hammond and

Pierrehumbert [2018], the addition of a background zonal flow in the equations could allow to assess the stability

of superrotating flows. When the background flow is at rest, we know that no instability can grow, but instabilities

can occur when the background flow is not zero. Simple order of magnitude calculations notably show that Kelvin

Helmoltz or baroclinic instability could alter the transition to superrotation, although low resolution GCMs would

not capture such phenomena. Finally, changing the latitudinal shape of the heating function, for example because

clouds predominantly form in mid latitudes [Lines et al., 2018b] might lead to qualitative change on the shape of

the linear solutions. This perspective of improvement has not been tested yet.

Therefore, in this thesis I have explored theoretically and numerically gaseous giant planets from the core of Jupiter

to the outermost layers of hot Jupiters. Our new models of the interior of Jupiter show the need to constrain better
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the theoretical physics of phase transition and double diffusive convection, and our study on the superrotation

of hot Jupiters highlights even further the crucial link between atmospheric dynamics and internal processess,

particularly stringent in these far away worlds. There are many perspectives of improvement from these works, in

order to reach one day a coherent understanding of giant planets structure, formation, atmospheric dynamics and

evolution. However, as a conclusion I want to stress that our global picture of Jupiter still remains limited, with

many degeneracies in the interior models, yielding substantial uncertainty on the evolution of the planet. Quite

logically, our insight into the physical conditions of hot Jupiters is even more limited. Improving our understanding

of giant planets is therefore a long, tedious task, where shortcuts can only lead to erroneous conclusions, but if

performed with care, it will increase significantly our knowledge on the origin and evolution of planetary systems,

including our own.
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Appendix A

Supplementary calculations in the CMS

method

A.1 Simplifications for the angular part

Here, we show in details how we got rid of the angular part in eqn.(3.6). The integral we want to simplify is:

II =
∫ 1

0

∫ aJ

0

ρ(r′)r′2k+2P2k(µ)dr′dµ. (A.1)

This integral can be approached differently: instead of just considering an integral over r′ and µ, we can rather

follow the surfaces of constant density. Then, r′(µ) is defined in order to have ρ(r′(µ)) = cst when µ varies from

0 to 1. Another way to say it is that we take the value of ρ for a given equatorial radius req, and calculate the

integral over constant ρ from equator to pole.

In order to go further, we will consider that the surfaces of constant potential are ellipsoids with the same ratio of

polar to equatorial radius e. That gives, for every equipotential surface:

r′(µ) =
req

√

1 + e2µ2
, (A.2)

where req is the equatorial radius of the spheroid. In reality, this is not exactly the case, the isobaric shperoids are

not ellipsoids and the innermost ones are less flattened than the outermost ones, but it gives an idea of the integral

over µ.

We just have to change variables: µ → µ and r′ → req√
1+e2µ2

. With µ varying from 0 to 1 and req from 0 to

aJ , we have not changed the domain of integration because outside of the outermost ellipsoid - in our ellipsoidal

approximation - we had ρ(aJ , µ > 0) = 0. The Jacobian is 1√
1+e2µ2

and we obtain:

II =
∫ aJ

0

ρ(req)r2k+2
eq

∫ 1

0

P2k(µ)
(

√

1 + e2µ2
)2k+3

dµ dreq. (A.3)

From eqn.(3.7), we see that the density only depends on l/l0, the mean radius of one isobaric layer above the

external mean radius. With eqn.(A.2), we can then write l = β × req with the same β for all req. The β will cancel
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in the fraction, and we can simply change l/l0 by req/aJ .

We just have to calculate the other part of the integral, with the analytical expression of eqn.(A.2):

< P2k >=
∫ 1

0

(

1
1 + e2µ2

)
2k+3

2

P2k(µ)dµ. (A.4)

Since there is no simple way to do it, we keep it in our equations, but the interesting aspect is that it no longer

depends on r′: we have reduced our equation to a simple integral.

We can check whether this is correct or not. So far, we have supposed that the equipotential surfaces are ellipsoids

and that they have the same e value. Considering that we integrate along these surfaces by varying the equatorial

radius from the center to aJ , we showed that we can write:

J2k ∼ − 4π
Ma2k

J

(

∫ 1

0

(

1
1 + e2µ2

)
2k+3

2

P2k(µ)dµ

)

×
∫ aJ

0

ρ(req)r2k+2
eq dreq. (A.5)

It is easy to calculate these integrals as we know their analytical expression. We just need to choose the correct e

and m values. From the observed equatorial and polar radii of Jupiter (see table 3.1), we get:

e =
√

714922/668542 − 1 ≈ 0.378897 (A.6)

These radii also give us the value for the mean density: ρ̄ =
MJ

4
3
πa2

J(aJ)polaire

≈ 1326.5 kg m−3, which allows us to

calculate

m =
3ω2

4πGρ̄
≈ 0.083408 (A.7)

Implemented in eqn.(A.5) with the expression of density from eqn.(3.7), a numerical integration gives:

J2 = −1.6348804 · 10−2 with J theory
2 = −1.3988511 · 10−2

J4 = 6.4398288 · 10−4 with J theory
4 = 5.3182810 · 10−4

J6 = −3.5163544 · 10−5 with J theory
6 = −3.0118323 · 10−5 (A.8)

There is about 20% difference with the theoretical results, which is expected as we have chosen the outermost e

value, which is the largest.

With e = 0.36, we obtain less than 10% difference on these moments. Considering further approximations that will

be made in the next appendices, a 0.9 factor is acceptable to compare the theory with the numerical results and we

will retain this e = 0.36 value in our calculations.

A.2 Supplementary calculations for the general case

Going back to eqn.(3.6), eqn.(3.7) and eqn.(A.4) we have:

|∆J2k| ∼
∣

∣

∣

∣

4π
Ma2k

J

N−1
∑

i=0

< P2k >

∫ ri

ri+1

Ā









sin(α
r′

aJ
)

r′

aJ

−
sin(α

Ri

aJ
)

Ri

aJ









r′2k+2dr′

∣

∣

∣

∣

, (A.9)
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with Ri =
ri+1 + ri

2
, (A.10)

and Ā = ρ̄A. (A.11)

If the number of layers is large, which is the case, we can approximate |Ri−r′| ≪ Ri everywhere. This approximation

is less valid in the ∼ 10 deepest layers, but their impact on the gravitational moments is negligible (Figure 3.2).

With:

γ =
α

aJ
, (A.12)

Let us develop the sinus to order 2:

sin (γr′)
r′

=
sin
(

γRi

(

1 +
r′ −Ri

Ri

))

Ri

(

1 +
r′ −Ri

Ri

)

sin (γr′)
r′

≃ 1
Ri

(

1 − ξ

Ri
+
(

ξ

Ri

)2
)

(

sin(γRi) cos(γξ) + cos(γRi) sin(γξ)
)

,

where ξ = r′ −Ri ≪ Ri.

We know that α ∼ π. In the internal layers, aJ ≫ Ri, so γξ =
α

aJ
ξ ≪ ξ

Ri
. On the outside, aJ ∼ Ri so γξ ∼ ξ

Ri
.

As mentioned above,
ξ

Ri
≪ 1, which means that everywhere γξ ≪ 1. Therefore:

sin (γr′)
r′

≃ 1
Ri

(

1 − ξ

Ri
+
(

ξ

Ri

)2
)

(

sin(γRi)
(

1 − (γξ)2

2

)

+ cos(γRi) (γξ)
)

,

sin (γr′)
r′

≃ sin(γRi)
Ri

+ ξ

(

γ

Ri
cos(γRi) − 1

R2
i

sin(γRi)
)

+ ξ2

(

− γ2

2Ri
sin(γRi) − γ

R2
i

cos(γRi) +
1
R3

i

sin(γRi)
)

(A.13)

The zeroth order term is obviously going to be cancelled in eqn.(A.9) so:

|∆J2k| ∼
∣

∣

∣

∣

4π
Ma2k

J

N−1
∑

i=0

< P2k >
ĀaJ

Ri
×
∫ ri

ri+1

[

(r′ −Ri)
(

γ cos(γRi) − 1
Ri

sin(γRi)
)

+

(r′ −Ri)2

(

−γ2

2
sin(γRi) − γ

Ri
cos(γRi) +

1
R2

i

sin(γRi)
)]

r′2k+2dr′

∣

∣

∣

∣

. (A.14)

Let us write

C1 =
(

γ cos(γRi) − 1
Ri

sin(γRi)
)

C2 =
(

−γ2

2
sin(γRi) − γ

Ri
cos(γRi) +

1
R2

i

sin(γRi)
)

.

(A.15)

This gives a simplified expression for the potential:
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|∆J2k| ∼
∣

∣

∣

∣

4π
Ma2k

J

N−1
∑

i=0

< P2k >
ĀaJ

Ri

∫ ri

ri+1

(

C1(r′ −Ri) + C2(r′ −Ri)2
)

r′2k+2dr′

∣

∣

∣

∣

(A.16)

Developping the power of r′ yields:

r′2k+2 = R2k+2
i

(

1 +
r′ −Ri

Ri

)2k+2

,

r′2k+2 ≃ R2k+2
i

(

1 + (2k + 2)
r′ −Ri

Ri

)

. (A.17)

Then, the integral I is given by:

I ≃ R2k+2
i

∫ ri

ri+1

[

C1(r′ −Ri) +
(

C2 + (2k + 2)
C1

Ri

)

(r′ −Ri)2

]

dr′. (A.18)

If we change the variable of integration r′ → (r′ −Ri), and using eqn.(A.10):

I ≃ R2k+2
i

∫

ri−ri+1
2

ri+1−ri

2

[

C1r
′ +
(

C2 + (2k + 2)
C1

Ri

)

r′2

]

dr′. (A.19)

As a first calculation, we can choose a constant ∆r with depth, as suggested in H13, ∆r =
aJ

N
. If we want another

repartition of spheroids, we will just have to change a ∆r by ∆ri depending on depth:

I ≃ R2k+2
i

∫ ∆r
2

−
∆r

2

[

C1r
′ +
(

C2 + (2k + 2)
C1

Ri

)

r′2

]

dr′. (A.20)

This is easily calculated and we get:

I ≃ R2k+2
i

(

C2 + (2k + 2)
C1

Ri

)

∆r3

12
. (A.21)

Puting this expression into eqn.(A.14), we obtain an intermediate formula:

|∆J2k| ∼
∣

∣

∣

∣

4π
Ma2k

J

N−1
∑

i=0

< P2k > ĀaJR
2k+1
i

(

C2 + (2k + 2)
C1

Ri

)

∆r3

12

∣

∣

∣

∣

. (A.22)

Let us consider two cases: in the internal layers, where aJ ≫ Ri:

C1 ∼ γ − γ3R2
i

2
− γ +

γ3R2
i

6
= −α3

3
R2

i

a3
j

, (A.23)

C2 ∼ −γ3Ri

2
− γ

Ri
+
γ3Ri

2
+

γ

Ri
− γ3Ri

6
= −α3

6
Ri

a3
j

. (A.24)

In the external layers, aJ ≈ Ri, there is no obvious approximation. We assume that C1 and C2 are of the same

order of magnitude as the coefficient in front of the sinusoidal functions and, remembering that
Ri

aJ
∼ 1:

C1 ∼ γ ∼ 1
Ri

=
(

Ri

aj

)2 1
aJ

=
R2

i

a3
j

, (A.25)
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C2 ∼ γ2 ∼ 1
R2

i

=
Ri

aJ

1
a2

J

=
Ri

a3
j

. (A.26)

If we neglect the factor
α3

3
(which varies with height):

C1 ∼ R2
i

a3
j

C2 ∼ Ri

a3
j

, (A.27)

which yields the aproximated relation:

C2 + (2k + 2)
C1

Ri
∼ (2k + 3)

Ri

a3
J

. (A.28)

In Figure A.1, we plot the exact and approximated values of C2 + (2k + 2)C1 for k = 1. As expected, in the

interior we recover the factor 10 shift (α3/3) between the real and estimated value, whereas in the externalmost

layers this term is smaller so we underestimate the error by a factor ∼ 2 − 5. Everything is thus consistent with

our assumptions.
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Figure A.1: Normalized value of C2 + 4C1/Ri and of its approximation 5Ri/a
3
J (eqn.(A.28)) as a function of

altitude Ri. (a) From center to exterior; (b) zoom on the external layers

With these assumptions, we can now write (redefining < P2k > as its absolute value):

|∆J2k| ∼ 4π(2k + 3)
∆r3

12
Ā < P2k >

M

N−1
∑

i=0

(

Ri

aJ

)2k+2

(A.29)

It is important to note that up to now, if ∆r was not constant we would still have the same result by using ∆ri

instead of ∆r in the sum. This is done in appendix A.3.3
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In the case of a linear spacing of the spheroids, ∆r =
aJ

N
, we can go further:

∆r3Ā

M
=

a3
J

N3

Aρ̄

M
=
(

a3
J ρ̄

M

)

A

N3
=

3
4π

A

N3
∼ 1

4N3
, (A.30)

because, from eqn.(A.10), A ∼ π

3
if m ≪ 1, which is valid for Jupiter (and for the vast majority of celestial bodies).

As ri+1 = ri − ∆r and r0 = aJ , ri = aJ − i× ∆r, we get:

Ri =
ri + ri+1

2
= aJ −

(

i+
1
2

)

∆r = aJ









1 −

(

i+
1
2

)

N









. (A.31)

Combining eqn.(A.29), eqn.(A.30) and eqn.(A.31) gives the final result, as written in eqn.(3.9):

|∆J2k| ∼ (2k + 3)
π

12
< P2k >

N3

N−1
∑

i=0









1 −

(

i+
1
2

)

N









2k+2

(A.32)

A.3 Supplementary calculations for J2

The formula for J2 is directly derived from eqn.(3.9):

|∆J2| ∼ 5π
12
< P2 >

N3

N−1
∑

i=0









1 −

(

i+
1
2

)

N









4

. (A.33)

A.3.1 Linear spacing

First, we want to calculate 〈P2〉 from eqn.(A.4). A simple numerical integration yields (in absolute value):

< P2 >≈ 0.035982 (A.34)

We could expand the sum in eqn.(A.33) with the binomial theorem, but it is easy to show that the first order will

be equivalent to neglecting the factor 1/2 in the term (i+ 1/2). So we have directly:

P =









1 −

(

i+
1
2

)

N









4

∼ 1 − 4
N
i+

6
N2

i2 − 4
N3

i3 +
i4

N4
. (A.35)

As eqn.(A.35) corresponds to the 1st order expansion in i in eqn.(A.33), we need to make sure that these terms do

not cancel in the sum for this approximation to be correct. This sum is

N−1
∑

i=0

P ≈ N − N(N − 1)
2

4
N

+
(N − 1)N(2N − 1)

6
6
N2

− (N − 1)2N2

4
4
N3

+
(N − 1)(N)(2N − 1)(3(N − 1)2 + 3(N − 1) − 1)

30N4

213



N−1
∑

i=0

P ≈ N − 2N + 2N −N +
N

5
,

so
N−1
∑

i=0









1 −

(

i+
1
2

)

N









4

∼ N

5
. (A.36)

If we wanted to keep every term up to this stage, we would find that the second order term is 1/2 ≪ N/5. Our

approximations were thus justified. Finally, eqn.(A.33), eqn.(A.34) and eqn.(A.36) yield:

|∆J2| ∼ π

12
< P2 >

N2
≈ 9.42 × 10−3

N2
. (A.37)

A.3.2 Hubbard and Militzer spacing

In HM16, the spacing is not exactly linear. The planet is separated in two domains: first, from the outside

boundary to ri = 0.5 aJ , they use 341 spheroids, and 171 inside this limit. Then, outside ∆rext = 3∆r/4 and inside

∆rin = 3∆r/2. Moreover, the first spheroid is a bit particular as it has a a zero density over half its size. We will

not consider it here: since it is just one spheroid, the impact on the analytical derivation of the error is small.

Using eqn.(A.29), we can write it with a general number N as:

|∆J2k| ∼ 4π(2k + 3)
12

Ā < P2k >

M





2N
3
∑

i=0

(

3∆r
4

)3(
Rext

i

aJ

)2k+2

+
N−1
∑

i= 2N
3 +1

(

3∆r
2

)3(
Rint

i

aJ

)2k+2


 (A.38)

Rext
i = aJ

(

1 − 3
4N

(

i+
1
2

))

, (A.39)

Rint
i = aJ

(

0.5 − 3
2N

(

(i− 2N
3

) +
1
2

))

(A.40)

Which can be rewritten:

|∆J2k| ∼ 4π(2k + 3)
12

Ā < P2k >

M

27∆r3

8





1
8

2N
3
∑

i=0

(

Rext
i

aJ

)2k+2

+

N
3
∑

i=0

(

Rint
i− 2N

3

aJ

)2k+2


 . (A.41)

For k = 1, using eqn.(A.30) and eqn.(A.36), we have:

|∆J2| ∼ 5 × 27 × π < P2 >

12 × 8 ×N3

[

1
8

(

4
3

2 ×N

3

)

1
5

+
1
24

(

1
3
N

3

)

1
5

]

|∆J2| ∼ 9
256

π < P2 >

N2
. (A.42)

Compared to eqn.(3.11), this is approximately twice better in terms of errors.

A.3.3 Cubic spacing

In this appendix, we calculate the error for a cubic repartition of the spheroids, i.e. ∆r depends on i as ri =

aJ − i3

N3
aJ .
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Using eqn.(A.29), we get:

∆ri = ((i+ 1)3 − i3)
aJ

N3
=

∆(i3)
N2

∆r, (A.43)

Ri = aJ

(

1 − i3 + (i+ 1)3

2N3

)

. (A.44)

Straightforwardly, we get the new eqn.(3.9):

|∆Jc
2k| ≃ (2k + 3)

π

12
< |P2k| >

N5

×
N−1
∑

i=0

∆(i3)
(

1 − i3 + (i+ 1)3

2N3

)2k+2

, (A.45)

which gives for J2:

|∆Jc
2 | ≃ 5π < P2 >

12N5

N−1
∑

i=0

∆(i3)
(

1 − i3 + (i+ 1)3

2N3

)4

. (A.46)

We develop again the various terms:

∆(i3) = 3i2 + 3i+ 1 ∼ 3i2, (A.47)

P c =
(

1 − i3 + (i+ 1)3

2N3

)4

,

P c =
(

1 − 1
N3

i3 − 3
2N3

i2 − 3
2N3

i− 1
2N3

)4

≃
(

1 − i3

N3

)4

,

P c ≃ 1 − 4
i3

N3
+ 6

i6

N6
− 4

i9

N9
+

i12

N12
, (A.48)

∆(i3)P c ≃ 3
(

i2 − 4
i5

N3
+ 6

i8

N6
− 4

i11

N9
+

i14

N12

)

. (A.49)

In order to calculate the sum, we need the leading term of
∑N−1

i=0 ik. With:

(a+ 1)k − ak =
k−1
∑

i=0

(

k

i

)

ai, (A.50)

N−1
∑

a=1

(

(a+ 1)k − ak
)

=
k−1
∑

i=0

(

k

i

)N−1
∑

a=1

ai, (A.51)

but the terms in the sum will cancel two by two:
N−1
∑

a=1

(

(a+ 1)k − ak
)

= Nk − 1, (A.52)

so: Nk − 1 =
k−1
∑

i=0

(

k

i

)N−1
∑

a=1

ai. (A.53)

With this formula, it is easy to show by recurrence that
∑N−1

a=1 ai = O(N i+1). Therefore, in the equation above

only the k − 1 term can lead to Nk. Then the result:

N−1
∑

a=1

ak−1 ∼ Nk

(

k

k − 1

) =
Nk

k
. (A.54)
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Now, we can get the leading order terms of the sum of eqn.(A.49):

N−1
∑

i=0

∆(i3)P c ∼ 3
(

N3

3
− 4N3

6
+

6N3

9
− 4N3

12
+
N3

15

)

=
N3

5
(A.55)

The result is thus the same as in the linear case:

|∆Jc
2 | ∼ π

12
< P2 >

N2
. (A.56)

A.3.4 Exponential spacing

For an exponential repartition of the spheroids, we have:

λi+1 = λi − βeiα. (A.57)

Then, considering the difference λi+1 − λi as a geometric sequence, we have:

λi = 1 − β
eiα − 1
eα − 1

. (A.58)

Now, with the condition that the first layer (normalized to the radius of Jupiter) is 1 and the last one is 0:

λi = 1 − eiα − 1
eNα − 1

. (A.59)

To determine the error we need:

Ri = 1 +
1

eNα − 1
− eiα

2(eNα − 1)
− e(i+1)α

2(eNα − 1)
=

eNα

eNα − 1
− eiα 1 + eα

2(eNα − 1)
, (A.60)

∆r =
e(i+1)α − eiα

eNα − 1
= eiα eα − 1

eNα − 1
= βeiα. (A.61)

If we want the increment to be reasonable, we do not want eNα − 1 to be too large. We choose

α =
γ

N
, (A.62)

where we vary γ between 5 and 10, depending on how sharp we want the exponential function to be (see Figure 3.3).

Then, using eqn.(A.29), we have to calculate, for J2:

N−1
∑

i=0

(∆ri)3R4
i = β3

N−1
∑

i=0

e3iα

(

eNα

eNα − 1
− eiα 1 + eα

2(eNα − 1)

)4

,

N−1
∑

i=0

(∆ri)3R4
i = β3

N−1
∑

i=0

e3iα(δ − ǫeiα)4, (A.63)

β =
eα − 1
eNα − 1

, δ =
eNα

eNα − 1
, ǫ =

1 + eα

2(eNα − 1)
. (A.64)

Then, developing the power of 4 brackets and using the well known result for the sum of the terms of a geometric

sequence:
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N−1
∑

i=0

(∆ri)3R4
i = β3δ4

(

e3Nα − 1
e3α − 1

− 4
ǫ

δ

e4Nα − 1
e4α − 1

+ 6
( ǫ

δ

)2 e5Nα − 1
e5α − 1

− 4
( ǫ

δ

)3 e6Nα − 1
e6α − 1

+
( ǫ

δ

)4 e7Nα − 1
e7α − 1

)

(A.65)

Now, we will consider that 7α ≪ 1, eNα ≫ 1, which is a reasonable approximation in the range γ = 5 − 10 and

N > 512. Then:

β ∼ α

eNα
, δ ∼ 1 , ǫ ∼ 1

eNα
,
e3Nα − 1
e3α − 1

∼ e3Nα

3α
, (A.66)

N−1
∑

i=0

(∆ri)3R4
i ∼

( α

eNα

)3
(

e3Nα

3α
− 4

e3Nα

4α
+ 6

e3Nα

5α
− 4

e3Nα

6α
+
e3Nα

7α

)

,

N−1
∑

i=0

(∆ri)3R4
i ∼ − α2

105
= − γ2

105N2
. (A.67)

We checked numerically that our approximations yield an error allways smaller than ≈ 10%.

Implementing these results into eqn.(A.29) yields:

|∆Jexp
2 | ∼ π < P2 >

252
∗ γ2

N2
≈ 0.000449

( γ

N

)2

, (A.68)

with γ ∈ [5 − 10].

A.4 Neglecting the high atmsophere

The neglected potential on a point (µ, rj) of the jth spheroid reads:

φneg = 4πG
∞
∑

k=0

(rj)2kP2k(µ)
∫ aext

a1bar

∫ 1

0

ρ(~r′)
r′2k−1

P2k(µ′)dµ′dr′. (A.69)

With ρ = ρext = cst and Appendix A.1:

I =
∫ aext

a1bar

∫ 1

0

ρ(~r′)
1

r′2k−1
P2k(µ′)dµ′dr′ ≃ ρext

∫ aext

a1bar

1
r′2k−1

dr′

∫ 1

0

P2k(µ′)(1 + e2µ′2)k−1dµ′. (A.70)

For any k > 0 we integrate a Legendre polynomial of degree 2k with a polynomial of order 2(k−1). By orthgononality

of the Legendre base, only the k = 0 term is non zero. Thus

φneg ≃ 4πGρext

[

1
2

(a2
ext − a2

1bar)
arctan(e)

e

]

. (A.71)

With aext = a1bar + ∆a:

(a2
ext − a2

1bar) ≃ 2a1bar∆a, and so (A.72)
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φneg ≃ 4πGρexta1bar∆a
arctan(e)

e
. (A.73)

Using the exterior e ≃ 0.38 and defining ρ̄S as the density of Jupiter if it was a sphere of radius a1bar, the neglected

potential simply reads:

φneg ≃ 2.87
GM

a1bar

(

ρext

ρ̄S

)(

∆a
a1bar

)

(A.74)

This expression does not depend on rj nor on µ: the first order error is a constant neglected potential on each

spheroid.This means that the hydrostatic condition will not be perturbed by the neglected high atmosphere, because

it is only sensitive to the gradient of the potential. As the 1 bar pressure is set at the observed radius, we do not

expect a change in the pressure-density profile of the planet from the direct effect of this neglected potential.

On the other hand, this neglected potential will affect the calculation of the shapes of the spheroids. If we call

∆U = φneg × a1bar

GM
and Uj the dimensionless potential of the jth spheroid, we can derive the first order perturbation

of equation (51) of H13:

− 1
ζj(µ)

(N−1
∑

i=j

∞
∑

k=0

J̃i,2k

(

λi

λj

)2k

ζj(µ)−2kP2k(µ) +
j−1
∑

i=0

∞
∑

k=0

J̃ ′
i,2k

(

λj

λi

)2k+1

ζj(µ)2k+1P2k(µ) +
j−1
∑

i=0

J̃ ′′
i,0λ

3
jζj(µ)3

)

+
1
2
λ3

jζj(µ)2(1 − µ2) = Uj + ∆U. (A.75)

For simplicity, we set x = ζ̄j(µ) the solution without the neglected potential and ∆x the variation to this solution.

Both x and ∆x depend on µ. It is then straightforward to write eqn.(A.75) at the first order:

− 1
x

(

−
N−1
∑

i=j

∞
∑

k=0

J̃i,2k

(

λi

λj

)2k

x−2k

(

2k
∆x
x

)

P2k(µ) +
j−1
∑

i=0

∞
∑

k=0

J̃ ′
i,2k

(

λj

λi

)2k+1

x2k+1

(

(2k + 1)
∆x
x

)

P2k(µ)

+
j−1
∑

i=0

J̃ ′′
i,0λ

3
jx

3

(

3
∆x
x

))

+
1
x

∆x
x

(N−1
∑

i=j

∞
∑

k=0

J̃i,2k

(

λi

λj

)2k

x−2kP2k(µ) +
j−1
∑

i=0

∞
∑

k=0

J̃ ′
i,2k

(

λj

λi

)2k+1

x2k+1P2k(µ) +
j−1
∑

i=0

J̃ ′′
i,0λ

3
jx

3

)

+λ3
jx

2

(

∆x
x

)

(1 − µ2) = ∆U. (A.76)

The second bracket can be simplified by the fact that x satisifies equation (51) of H13:

−∆x
x

(

−
N−1
∑

i=j

∞
∑

k=0

2kJ̃i,2k

(

λi

λj

)2k

x−2k−1P2k(µ) +
j−1
∑

i=0

∞
∑

k=0

(2k + 1)J̃ ′
i,2k

(

λj

λi

)2k+1

x2kP2k(µ) +
j−1
∑

i=0

3J̃ ′′
i,0λ

3
jx

2

)

−∆x
x

(

Uj − 1
2
λ3

jx
2(1 − µ2)

)

+
(

∆x
x

)

λ3
jx

2(1 − µ2) = ∆U. (A.77)

Now, let us restrict ourselves to the outermost spheroid j = 0, λj = 1. Only the first sum will remain, and we

recognise eqn.(3.2):

∆x
x

( ∞
∑

k=0

2kJext
2k x−2k−1P2k(µ) − Uj +

3
2
x2(1 − µ2)

)

= ∆U. (A.78)
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With Juno data, we know the first few Jext
2k and the contribution of each J2k to the sum is strongly decreasing

with k so we can use only the first 4 even gravitational moments. From here, we approximate x given by the CMS

program as a polynomial of order 15 (which gives errors of a few 10−14), but allows us to obtain as many evaluations

of ∆x as we want.

We noticed that around µ ∼ 0.5 the bracketed term tends to 0 so ∆x should not be defined. That means that at

this point some neglected effect should be taken into account. However, with the polynomial approximation for x,

we can use Riemann sum to evaluate the change on equation (40) of H13:

J̃i,2k = − 3
2k + 3

δρiλ
3
i

∫ 1

0
P2k(µ)ζi(µ)2k+3dµ

∑N−1
j=0 δρjλ3

j

∫ 1

0
ζj(µ)3dµ

. (A.79)

We find that the undefined region for ∆x has a negligible influence on the integral because it is almost ponctual.

We also find that the change in the denominator which is, as expected, of the order of the neglected mass, is 10×
smaller than the change in the numerator. Therefore, the change in the numerator dominates the uncertainties on

J2. By comparing for different number of points in the Riemann sum, we obtain:

∆J2,0

J2,0
≃ 100 × ∆U ≃ 287 ×

(

ρext

ρ̄S

)(

∆a
a1bar

)

. (A.80)

This result has a variation of about a factor 2 (due to the bad handling of the divergence zone) and this evaluation

is rather a lower bound for ∆J2,0.
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Appendix B

ECLIPS3D

B.1 Equations in ECLIPS3D

B.1.1 3D, general case

In this appendix we detail the derivation of the full linearised equations for the longitudinal component of the

momentum equation, and in the interests of brevity provide only the final expressions for the remaining components.

These equations assume a dependence of g on r as g ∝ 1/r2, and every other quantity is dependent on the three

spatial variables, longitude, latitude and radial distance from the centre of the planet. Here, we consider that Q is

0 for simplicity, and relax this assumption in §B.1.4.

The longitudinal equation of momentum is:

∂u

∂t
+

u

r cosφ
∂u

∂λ
+
v

r

∂u

∂φ
+ w

∂u

∂r
+ 2Ωw cosφ− 2Ωv sinφ+

1
ρr cosφ

∂p

∂λ
+
uw

r
− uv tanφ

r
= 0. (B.1)

Term by term we obtain (refer to Eq.(6.2) for definition of perturbed variables):

(

∂u

∂t

)′

=
1
ρi

∂u′

∂t
(

u

r cosφ
∂u

∂λ

)′

=
u′

ρir cosφ
∂ui

∂λ

+
ui

r cosφ

(

1
ρi

∂u′

∂λ
− u′

ρ2
i

∂ρi

∂λ

)

(

v

r

∂u

∂φ

)′

=
v′

ρir

∂ui

∂φ
+
vi

r

(

1
ρi

∂u′

∂φ
− u′

ρ2
i

∂ρi

∂φ

)

(

w
∂u

∂r

)′

=
w′

ρi

∂ui

∂r
+ wi

(

1
ρi

∂u′

∂r
− u′

ρ2
i

∂ρi

∂r

)

(2Ωw cosφ)′ = 2Ω
w′

ρi
cosφ

(2Ωv sinφ)′ = 2Ω
v′

ρi
sinφ
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(

1
ρr cosφ

∂p

∂λ

)′

=
1

ρir cosφ

(

∂p′

∂λ
+

1
ρi

∂pi

∂λ

(

θ′

g
− p′

c2
i

))

(uw

r

)′

=
1
ρir

(u′wi + uiw
′)

(

uv tanφ
r

)′

=
tanφ
ρir

(u′vi + uiv
′) .

Therefore, the final five perturbed equations are:

∂u′

∂t
+ u′

(

1
r cosφ

∂ui

∂λ
− ui

ρir cosφ
∂ρi

∂λ
− vi

ρir

∂ρi

∂φ
− wi

ρi

∂ρi

∂r
+
wi

r
− vi tanφ

r

)

+
∂u′

∂λ

(

ui

r cosφ

)

+
∂u′

∂φ

(vi

r

)

+
∂u′

∂r
(wi)

+ v′

(

1
r

∂ui

∂φ
− 2Ω sinφ− ui tanφ

r

)

+ w′

(

∂ui

∂r
+ 2Ω cosφ+

ui

r

)

+ p′

( −1
c2

i ρir cosφ
∂pi

∂λ

)

+
∂p′

∂λ

(

1
r cosφ

)

+ θ′

(

1
gρir cosφ

∂pi

∂λ

)

= 0 (B.2)

∂v′

∂t
+ u′

(

1
r cosφ

∂vi

∂λ
+ 2Ω sinφ+

2ui tanφ
r

)

+ v′

(

− ui

ρir cosφ
∂ρi

∂λ
+

1
r

∂vi

∂φ
− vi

ρir

∂ρi

∂φ
− wi

ρi

∂ρi

∂r
+
wi

r

)

+
∂v′

∂λ

(

ui

r cosφ

)

+
∂v′

∂φ

(vi

r

)

+
∂v′

∂r
(wi) + w′

(

∂vi

∂r
+
vi

r

)

+ p′

( −1
c2

i ρir

∂pi

∂φ

)

+
∂p′

∂φ

(

1
r

)

+ θ′

(

1
gρir

∂pi

∂φ

)

= 0 (B.3)

∂w′

∂t
+ u′

(

1
r cosφ

∂wi

∂λ
− 2Ω cosφ− 2ui

r

)

+ v′

(

1
r

∂wi

∂φ
− 2vi

r

)

+ w′

(

− ui

ρir cosφ
∂ρi

∂λ
− vi

ρir

∂ρi

∂φ
− wi

ρi

∂ρi

∂r
+
∂wi

∂r

)

+
∂w′

∂λ

(

ui

r cosφ

)

+
∂w′

∂φ

(vi

r

)

+
∂w′

∂r
(wi) + p′

( −1
c2

i ρi

∂pi

∂r

)

+
∂p′

∂r
+ θ′

(

1
gρir

∂pi

∂r

)

= 0 (B.4)

∂p′

∂t
+ u′

(

1
ρir cosφ

∂pi

∂λ
− c2

i

ρir cosφ
∂ρi

∂λ

)

+
∂u′

∂λ

(

c2
i

r cosφ

)

+ v′

(

1
ρir

∂pi

∂φ
− c2

i

r

(

1
ρi

∂ρi

∂φ
+ tanφ

))

+
∂v′

∂φ

(

c2
i

r

)

+ w′

(

c2
i

(

2
r

+
N2

i

g

))

+
∂w′

∂r

(

c2
i

)

+ p′

(

γ

(

1
r cosφ

∂ui

∂λ
+

1
r

∂vi

∂φ
− vi

r
tanφ+

∂wi

∂r
+

2
r
wi

))

+
∂p′

∂λ

(

ui

r cosφ

)

+
∂p′

∂φ

(vi

r

)

+
∂p′

∂r
(wi) = 0 (B.5)

∂θ′

∂t
+ u′

(

g

r cosφ
1
θi

∂θi

∂λ

)

+ v′

(

g

r

1
θi

∂θi

∂φ

)

+ w′
(

N2
i

)

+ θ′

(

ui

r cosφ

(

1
θi

∂θi

∂λ
− 1
ρi

∂ρi

∂λ

)

+
vi

r

(

1
θi

∂θi

∂φ
− 1
ρi

∂ρi

∂φ

)

+wi

(

N2
i

g
− 1
g

∂g

∂r
− 1
ρi

∂ρi

∂r

))

+
∂θ′

∂λ

(

ui

r cosφ

)

+
∂θ′

∂φ

(vi

r

)

+
∂θ′

∂r
(wi) = 0 (B.6)

with ∂X ′/∂t = iσX ′.

B.1.2 2D, axisymmetric

For the axisymmetric case, the equations are directly obtained from the 3D case by choosing a longitudinal wavenum-

ber m such that X ′(t, r, φ, λ) = X ′(r, φ)eiσtei(m/2π)λ.

221



B.1.3 Two layer equivalent depth

The reference for this particular case can be found in Showman and Polvani [2011] or Vallis [2006]. We consider a

dynamic layer above a quiescent layer, reservoir of mass or energy, and study the horizontal winds u and v as well as

the height of the layer h, depending on both x and y the cartesian horizontal coordinates. We follow the definitions

of Showman and Polvani [2011] for the variables, hence consider adimensional equations. There is consequently

only three equations to be implemented:

∂u′

∂t
+ u′

(

∂ui

∂x

)

+
∂u′

∂x
(ui) +

∂u′

∂y
(vi) + v′

(

∂ui

∂y
− y

)

+
∂h′

∂x
= 0 (B.7)

∂v′

∂t
+ u′

(

∂vi

∂x
+ y

)

+ v′

(

∂vi

∂y

)

+
∂v′

∂x
(ui) +

∂v′

∂y
(vi) +

∂h′

∂y
= 0 (B.8)

∂h′

∂t
+ u′

(

∂H

∂x

)

+
∂u′

∂x
(H) + v′

(

∂H

∂y

)

+
∂v′

∂y
(H) + h′

(

∂ui

∂x
+
∂vi

∂y

)

+
∂h′

∂x
(ui) +

∂h′

∂y
(vi) = 0 (B.9)

where H = H(x, y) is the initial steady height.

B.1.4 Heating rate

Particular care must be taken when dealing with the heating rate. If we call the heating rate Qi, as the initial state

is steady the zeroth order term will cancel the terms involving Qi in Eq.(6.1e). However, two situations must be

considered: the θ/T factor in Eq.(6.1e) has to be linearised, and will be a source of additional terms. Additionally,

if Qi depends on the atmospheric state (for example with Newtonian heating, see next appendix), a perturbation

in the atmosphere will be associated with a change Q′ in Qi. Therefore, if we write equation Eq.(B.6) as

gρi

θi

(

Dθ

Dt

)′

= 0 , (B.10)

where the gρi/θi factor arises from the definition of θ′, the final equation involving the heating rate is:

gρi

θi

(

Dθ

Dt

)′

+ p′

(

gκ

RT 2
i

Qi

cp

)

− Q′

cp

(

gρi

Ti

)

= 0, (B.11)

where Q′, if it exists, depends linearly on the linearised atmospheric variables.

Moreover, obtaining Eq.(B.5) implies to use Eq.(6.1e), and therefore additional terms also have to be included.

More precisely, one could show that Eq.(B.5) can be written as
(

Dp

Dt
+ γp~∇ · ~v

)′

= 0 . (B.12)

With the Q terms we obtain:
(

Dp

Dt
+ γp~∇ · ~v

)′

+ γR
Qi

cp

(

θ′

g
− p′

c2
i

)

+
Q′

cp
(−γRρi) = 0 . (B.13)

These new terms in Eqs.(B.6) and (B.5) have to be implemented in the matrix from which we solve for eigenvectors,

but do not lead to a change in the way of finding the eigenvectors.
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B.1.5 Steady linear circulation

Following Showman and Polvani [2011] and subsequently Komacek and Showman [2016], we have implemented the

possibility to solve for linear steady states instead of waves and instabilities. We therefore have to impose a heating

of the atmosphere, associated to dissipative processes in order to reach a steady state.

This heating function is extremely different from the heating of Appendix B.1.4: in Appendix B.1.4, we linearized

the heating term coming from the initial steady solution of Navier Stokes equations. Here, we prescribe a small

forcing of the atmosphere that will make it depart from its initial steady state, and seek for the new steady state

that the atmosphere will reach at the linear order (because the heating has a small amplitude). For simplicity

reasons, we will consider that the initial steady state was obtained without forcing of the atmosphere (hence Q in

Eqs.(6.1e), (B.11) and (B.13) is identically null), and call Ql the small amplitude, linear forcing we impose.

In that case, the perturbed variables are assumed to be constant with time (σ is taken to be zero). The dissipative

effects will just be linear drags in Eqs.(6.1a), (6.1b) and (6.1c) expressed as −~v/τdrag where τdrag is a characteristic

time for the drag, eventually dependent on the space coordinates [see Showman and Polvani, 2011].

If Ql is constant, then we just have to modify Eqs.(B.5) and (B.6) in a similar way than in Appendix B.1.4:

gρi

θi

(

Dθ

Dt

)′

=
gρi

Ti

Ql

cp
(

Dp

Dt
+ γp~∇ · ~v

)′

= γRρi
Ql

cp

which, as Ql is order 1, just consisted in neglecting the second order terms in Eqs.(B.13) and (B.11) and moving

the constant heating terms to the right hand side. A dissipative or diffusive process could also be added in the

energy equation.

Additionally, a special case must be discussed: Newtonian Heating [see e.g., Mayne et al., 2014b]. In that case,

Ql is not constant but depends on the thermodynamic state of the atmosphere. More precisely, calling QN the

Newtonian heating rate:
QN

cp
=
Teq − T

τrad
, (B.14)

where Teq is a prescribed equilibrium temperature and τrad a characteristic radiative time, both depending on space

variables.

For the linear forcing approximation to remain correct, Teq must be sufficiently close to the initial temperature

Ti, but then a small change in Ti will have an impact on QN of the same order of QN itself. With our choice of

perturbed variables, it is easy to show that:

T ′ = Ti

(

p′
κ

pi
+ θ′

1
gρi

)

, (B.15)

and subsequently
QN

cp
=
Teq − Ti

τrad
− T ′

τrad
≡ QN,i

cp
− Ti

τrad

(

p′
κ

pi
+ θ′

1
gρi

.

)

(B.16)

Finally Eqs.(B.5) and (B.6) can be rewritten as (using γRTi = c2
i ):

(

Dp

Dt
+ γp~∇ · ~v

)′

+
c2

i ρi

τrad

(

p′
κ

pi
+ θ′

1
gρi

)

=
QN,i

cp
(γRρi) (B.17)

223



gρi

θi

(

Dθ

Dt

)′

+
gρi

τrad

(

p′
κ

pi
+ θ′

1
gρi

)

=
QN,i

cp

(

gρi

Ti

)

. (B.18)

To summarise, when looking for a steady linear circulation with Newtonian heating, we need to invert the matrix C

as advertised in Section 6.2.4, where C arises from Eqs.(B.2) to (B.6) and includes the heating rates and dissipations

expressed in the text of this Appendix, and in Eqs.(B.17) and (B.18).

B.2 A posteriori energy equation

In order to obtain a semi analytical verification for the frequency, we integrate the energy of the modes over the

whole volume, and express it as an a posteriori condition on the frequency σ. In this part, we will assume that

the bottom boundary condition is a no escape condition (w′ = 0) and that the initial state is in the hydrostatic

balance:
∂pi

∂r
= −ρig, with no initial heating (see B.1.4). These assumptions could be relaxed, but would be sources

of numerous additional terms whereas they are always verified in our setups.

In the 2D axisymmetric case at rest with no angular dependency in the initial variables, Thuburn et al. [2002b] used

as variables u′ ,−iv′ ,−iw′ , p′ and θ′ because this simplifies greatly the calculation. In order to allow for easier

verification of our equations, we adopt the same definition for the perturbed variables. However, for simplicity

reason, we drop the primes in the next equation and use v and w, not iv′ and iw′. Therefore, one has to remember

that the v and w expressed in the following equations are actually −iv′ and −iw′ where v′ and w′ are the solutions

of Eq.(6.8). The other variables are not affected.

Denoting a complex conjugate by a star, we express the integral of energy as:

∫∫∫

Ω

1
ρi

(

iu∗(B.2) + v∗(B.3) + w∗(B.4)

+ i
p∗

c2
i

(B.5) + i
θ∗

N2
i

(B.6)
)

dV = 0 (B.19)

where Ω is the whole volume, dV = r2 cosφdrdφdλ the infinitesimal volume and (B.2) is the left hand side of the

complete equation Eq.(B.2) etc.

The calculation are really cumbersome, but present no particular difficulty. In order to have a physical insight in

the leading mechanism from this a posteriori energy equation, we have decided to separate this integral into 5 parts:

• The first part involves only the thermodynamic initial state (no velocities) with a dependency on the radial

variable r solely. An initial atmosphere at rest with no angular dependency would have contributions to the

energy only from this part.

• The second part involves the terms coming from the angular dependency in the thermodynamic steady vari-

ables only.

• The third part comes from the steady zonal velocity ui.

• The fourth part is generated by the steady meridional velocity vi.

• And finally the last part is due to the initial steady vertical velocity wi.
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Denoting this decomposition of the energy integral as [1] to [5], and remembering ∂/∂t = −iσ we obtain an a

posteriori equation on σ:

σ = −

∫∫∫

Ω

1
ρi

([1] + [2] + [3] + [4] + [5]) dV
∫∫∫

Ω
EdV

(B.20)

This is similar to Eq.(6.4). The 1/ρi factor might seem useless as it is already in Eq.(B.19) but is a necessary

density weighting to obtain the appropriate equations. E is unchanged:

E =
1

2ρi

(

(|u|2 + |v|2 + |w|2 +
|θ|2
N2

i

+
|p|2
c2

i

)

(B.21)

After sorting (real component, then imaginary then complex), the calculation gives:

[1] = ℜ
(

f(u∗v) − F (u∗w) +
i

r cosφ
u∗
∂p

∂λ
+

1
r
v∗
∂p

∂φ
+

g

c2
i

w∗p+ w∗
∂p

∂r
− w∗θ

)

(B.22)

[2] = ℜ
[

1
r cosφ

(

1
ρic2

i

∂pi

∂λ
iup∗ +

∂pi/∂λ

∂pi/∂r
iuθ∗

)

− 1
r

(

1
ρic2

i

∂pi

∂φ
vp∗ +

∂pi/∂φ

∂pi/∂r
vθ∗

)]

+
i

2r cosφ

(

∂θi/∂λ

∂θi/∂r
− ∂pi/∂λ

∂pi/∂r

)

uθ∗

− 1
2r

(

∂θi/∂φ

∂θi/∂r
− ∂pi/∂φ

∂pi/∂r

)

vθ∗ (B.23)

[3] = ℜ
(

ui tanφ
r

u∗v − ui

r
u∗w

)

+
i
2

[

ui

r cosφ
∂ρi

∂λ

(

−2E +
1
ρic2

i

|p|2
)

+
1

r cosφ
∂ui

∂λ
|u|2 +

ui

N2
i θir cosφ

∂θi

∂λ
|θ|2 +

γ

c2
i r cosφ

∂ui

∂λ
|p|2
]

+
i

2r cosφ
ui

(

u∗
∂u

∂λ
+ v∗

∂v

∂λ
+ w∗

∂w

∂λ
+

θ∗

N2
i

∂θ

∂λ
+
p∗

c2
i

∂p

∂λ

)

+
ui tanφ

2r
uv∗ − 1

2r
∂ui

∂φ
vu∗ − ui

2r
uw∗ − 1

2
∂ui

∂r
wu∗

(B.24)

[4] = −ℑ
(

vi

r
v∗w

)

+
i

2r

[

vi

(

∂ρi

∂φ

(

− 2E +
|p|2
ρic2

i

)

− tanφ|u|2 − γ tanφ
c2

i

|p|2 +
1
θi

∂θi

∂φ

|θ2|
N2

i

)

+
∂vi

∂φ

(

|v|2 +
γ

c2
i

|p|2
)]

+ i
vi

2r

(

u∗
∂u

∂φ
+ v∗

∂v

∂φ
+ w∗

∂w

∂φ
+

θ∗

N2
i

∂θ

∂φ
+
p∗

c2
i

∂p

∂φ
− w∗v

)

+
1

2r cosφ
∂vi

∂λ
uv∗ +

i
2
∂vi

∂r
wv∗ (B.25)

[5] = i
wi

2

[

∂ρi

∂r

(

− 2E +
|p|2
ρic2

i

)

+
|u|2
r

+
|v|2
r

+
|w|2
r

+
|θ|2
N2

i

(

N2
i

g
− 1
g

∂g

∂r

)

+
2γ
c2

i r
|p|2
]

+
i
2
∂wi

∂r

(

|w|2 +
γ

c2
i

|p|2
)

+ i
wi

2

(

u∗
∂u

∂r
+ v∗

∂v

∂r
+ w∗

∂w

∂r
+

θ∗

N2
i

∂θ

∂r
+
p∗

c2
i

∂p

∂r

)

+
1

2r cosφ
∂wi

∂λ
uw∗ +

i
2r
∂wi

∂φ
vw∗ (B.26)

225



Appendix C

Non orthogonality in the case τrad 6= τdrag

In the case τrad = τdrag, Matsuno [1966] has obtained a simple equation linking un,l and vn,l, the horizontals speed

of the eigenvector (n,l), from equations (7.7) and (7.9):

un,l =
ωn,lyvn,l + k∂vn,l/∂y

i(ωn,l − k)(ωn,l + k)
. (C.1)

A similar equation is obtained for hn,l. As vn,l ∝ ψn(y) = Hn(y)e−y2/2, with Hn the nth Hermite polynomial, the

use of the recurrence relations of the Hermite polynomials:

dHn(y)
dy

= 2nHn−1(y), (C.2)

Hn+1(y) = 2yHn(y) − 2nHn−1(y), (C.3)

the eigenvector (n,l) is simply written as:













vn,l

un,l

hn,l













=













i(ω2
n,l − k2)ψn(y)

1
2

(ωn,l − k)ψn+1(y) + n(ωn,l + k)ψn−1(y)
1
2

(ωn,l − k)ψn+1(y) − n(ωn,l + k)ψn−1(y)













. (C.4)

The orthogonality of the solution is easily proven, and the completeness is proved by use of the completeness of the

Hermite functions.

In the case τrad 6= τdrag, equation (C.1) is slightly changed to get:

un,l =
(iωn,l + τ−1

rad)yvn,l + ik∂vn,l/∂y

k2 + (iωn,l + τ−1
rad)(iωn,l + τ−1

drag)
, (C.5)

and we recall that vn,l ∝ Hn(cn,ly)e−c2
n,ly2/2 where

c4
n,l =

iωn,l + τ−1
rad

iωn,l + τ−1
drag

. (C.6)
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Therefore, the expression of the eigenvector (n,l) is:













vn,l

un,l

hn,l













=















(k2 + (iωn,l + τ−1
rad)(iωn,l + τ−1

drag))ψn(cn,ly)

1
2

(

iωn,l + τ−1
rad

cn,l
− ikcn,l

)

ψn+1(cn,ly) + n

(

iωn,l + τ−1
rad

cn,l
+ ikcn,l

)

ψn−1(cn,ly)

1
2

(

cn,l(iωn,l + τ−1
drag) − ik

cn,l

)

ψn+1(cn,ly) − n

(

cn,l(iωn,l + τ−1
drag) +

ik
cn,l

)

ψn−1(cn,ly)















. (C.7)

The dependency with cn,l in the parabolic cylinder function makes it much harder to calculate the scalar products

between two eigenvectors, and in the general case there is no reason for these eigenvectors to be perpendicular to

one another.

On the other hand, it is easily shown that the set of eigenvectors (n,l) are linearly independent (thanks to the Hermite

polynomials). We are working on a rigorous proof to assess that they form a complete ensemble of solutions, allowing

for a projection of the heating function onto these eigenvectors.
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