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This thesis presents some recent results on the role played by galaxy clusters and their environment on galaxy evolution. It is based on the Canada France Hawaii Telescope Legacy Survey (CFHTLS), a large 154 deg 2 survey at optical wavelengths in five different filters that allow to compute accurate photometric redshifts (photo-zs). We start by describing the main properties of galaxy clusters and the reasons why they are at the heart of many studies in astrophysics in an introductory chapter (1).

Chapter 2 describes a cluster finder algorithm developed during the thesis : the Adami, MAzure and Sarron Cluster FInder (AMASCFI). It was built to be applied to large data sets from next generation wide surveys such as Euclid as well as the CFHTLS. We compute the performances of the algorithm when applied in different data sets.

When applying AMASCFI to the CFHTLS, we detect clusters up to redshift z < 1.1. We infer a mass for each of our candidate cluster at z < 0.7 using richness as a proxy and finally obtain a sample of 1371 candidate clusters with M 200 > 10 14 M in the redshift range 0.15 < z < 0.7 with 90% purity and 70% completeness.

The high purity and the size of our candidate cluster sample allow us to study the redshift evolution of the galaxy luminosity functions (GLFs) of early-type (ETGs) and late-type (LTGs) galaxies at different cluster masses (chapter 3).

Our analysis shows in particular that the GLF faint-end of faint ETGs drops at high redshift, confirming that the red sequence (RS) is already well formed at z ∼ 0.7, but is enriched by faint ETGs at z < 0.7 -the quenching being slightly more efficient in more massive clusters. We propose that the RS enrichment by faint ETGs is due to quenching of brighter LTGs in the cluster virial radius, but could not reject that at least part of this enrichment may be due to accretion of faint ETGs pre-processed in infalling groups.

. We first explore the ability of the method to recover the 3D cosmic web for different photo-z uncertainties characteristic of current and future wide surveys.

We then apply it to the CFHTLS to study cosmic filaments around AMASCFI clusters. Studying the distances of ETGs and LTGs in these filaments toward clusters, we conclude that some quenching must occur in filaments. We suggest that this might be due to strangulation in galaxy groups though we still lack conclusive evidence for such a mechanism.

We conclude with a discussion of our perspectives on future studies to further explore the role of galaxy clusters, groups and filaments in quenching star formation. v Résumé Cette thèse présente quelques résultats récents sur le rôle joué par les amas de galaxies et leur environnement sur l'évolution des galaxies. Elle est basée sur le Grand Relevé du Télescope Canada-France-Hawaii (an anglais, Canada France Hawaii Telescope Legacy Survey ou CFHTLS), un relevé couvrant 154 deg 2 en lumière visible dans cinq filtres permettant de calculer des décalages spectraux photométriques précis (photo-zs).

Dans un chapitre d'introduction (1), nous commençons par décrire les principales propriétés des amas de galaxies et les raisons pour lesquelles ils sont au coeur de nombreuses études en astrophysique.

Le chapitre 2 décrit un algorithme de recherche d'amas développé durant la thèse : AMASCFI (Adami, MAzure and Sarron Cluster FInder). Il a été construit pour être appliqué à de grandes quantités de donnés fournies tant par des relevés récents (comme le CFHTLS) que par ceux de la prochaine génération, tel celui du satellite Euclid. Nous calculons les performances de l'algorithme dans différents ensembles de données.

En appliquant AMASCFI au CFHTLS, nous détectons des amas jusqu'à un décalage spectral z < 1.1. Nous déduisons une masse pour chacun de nos candidats amas à z < 0.7 en utilisant la richesse comme un "proxy" (une quantité calculable qui permet d'en estimer une autre, plus difficile à estimer) et obtenons finalement un échantillon de 1371 candidats amas de masse M 200 > 10 14 M dans le domaine 0.15 < z < 0.7 avec une pureté de 90% et une complétude de 70%.
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La pureté élevée et la grande taille de notre échantillon nous permettent d'étudier l'évolution en décalage spectral des fonctions de luminosité des galaxies (GLFs), pour des galaxies de type précoce (ETGs) et de type tardif (LTGs) séparément, pour différentes masses d'amas (chapitre 3).

Notre analyse montre notamment que la GLF des ETGs faibles décroît à grand décalage spectral, confirmant que la séquence rouge (RS) est déjà bien formée à z ∼ 0.7, mais qu'elle est ensuite enrichie par des ETGs faibles à z < 0.7, le phénomène de "quenching" (en absence de traduction satisfaisante et consensuelle, ce terme pourrait être traduit par "réduction de la formation d'étoiles") étant un peu plus efficace dans les amas les plus massifs. Nous proposons que l'enrichissement de la RS par des ETGs faibles est dû au "quenching" de LTGs plus brillantes à l'intérieur du rayon de viriel de l'amas, mais ne pouvons pas rejeter l'hypothèse qu'au moins une partie de cet enrichissement peut être due à l'accrétion d'ETGs faibles ayant subi un pré-traitement dans des groupes en chute sur l'amas.

Pour étudier l'impact de ce pré-traitement sur l'évolution avec le décalage spectral de la GLF des ETGs, nous cherchons à détecter les filaments cosmiques autour des amas détectés avec AMASCFI (chapitre 4). Les filaments sont détectés à partir des décalages spectraux photométriques en utilisant la méthode de Laigle et al. (2018). Nous explorons d'abord la capacité de la méthode à recouvrer la toile cosmique à trois dimensions pour différentes incertitudes sur les photo-zs, caractéristiques des grands relevés présents et à venir.

Nous appliquons ensuite cette méthode à l'analyse de filaments cosmiques autour des amas détectés avec AMASCFI. En étudiant les distances aux amas des ETGs et LTGs dans ces filaments, nous concluons que les filaments doivent être le siège de "quenching". Nous proposons comme explication un phénomène d'étranglement des galaxies dans les groupes de galaxies, bien que des preuves solides pour un tel mécanisme ne soient pas encore disponibles.

Nous terminons par une discussion des perspectives futures pour explorer davantage le rôle des amas de galaxies, des groupes et des filaments sur le "quenching" de la formation d'étoiles. 

Galaxy clusters

Galaxy clusters are the most massive collapsed structures in the Universe. This makes them crucial laboratories for galaxy evolution and cosmological studies as we will detail below, so I will start by briefly introducing their properties and formation scenario.

Observations and properties

Galaxy clusters have been observed as early as the eighteenth century by Messier, who discovered the Virgo cluster in the 1780's. Yet, their true nature was not understood before breakthrough studies by Hubble in the 1920's that proved that the so-called spiral and elliptical nebulae were actually galaxies (Hubble 1925(Hubble , 1926)). Subsequent studies of galaxy velocities in clusters in the 1930's suggested that clusters are gravitationally bound objects of enormous masses (e.g. Zwicky 1933, for the Coma cluster).

These early observations provided important data sets for the first studies of galaxy clusters. Yet, up to the 1950's, they were thought to be rare structures. It was only with the Abell (1958) catalogue, providing the first large cluster survey with 2712 objects at z < 0.2, that their importance in the matter distribution of the universe was understood and modern galaxy cluster astrophysics was born.

In the current paradigm, galaxy clusters are thought to be made of three main components: dark matter, gas in the IntraCluster Medium (ICM) and galaxies. Dark matter is the main component of galaxy clusters in terms of mass content, as first postulated by Zwicky (1933) in his study of the Coma cluster. Indeed, computing the galaxy velocities and assuming the virial theorem for the cluster, Zwicky was able to infer a mass for the structure. This mass was more than one hundred times the observed stellar mass in galaxies. He thus suggested that the missing mass was not visible at optical wavelengths i.e. dark matter.

Ever since, this model was widely adopted and obtained some striking observational evidence. In particular, measuring the temperature of the hot X-ray emitting gas in the ICM allows one to obtain an estimate of cluster mass, that again suggests that there is some missing mass in clusters. But probably the most important probe of dark matter in clusters is lensing. Indeed, massive clusters bend the light of background galaxies. The effect is only dependent on the total mass of clusters. It is insensitive to the nature of the matter. This lensing, whether in weak or strong regime, enables a relatively direct estimate of the total mass of clusters, that again points towards missing mass.

Yet, little is known about the deep nature of dark matter. Comparing the observed number of baryons to what is predicted by primordial nucleosynthesis suggests that it is mainly composed of non-baryonic, slowly moving (v c) particles (e.g. Dodelson et al. 1996). In addition, observations of the merging Bullet cluster by Clowe et al. (2006) showed a strong offset between the gas and total mass centroid positions. This gives conclusive evidence for weakly interacting dark matter.

The second most important component of clusters in terms of mass is situated in the ICM. It is probed by X-ray observations and was first observed by the Uhuru satellite in the Coma cluster (e.g. Gursky et al. 1971). The ICM is composed of ionised hydrogen lying between galaxies that is heated by gravitational energy to 10 7 -10 8 K early in the cluster formation. Electrons in this plasma thus emit in X-rays through thermal Bremsstrahlung. Jullo (JPL/LAM), P. Natarajan (Yale), and J-P. Kneib (LAM).

X-ray observations of the ICM are a key ingredient of cluster studies as they allow to detect clusters out to redshift z > 1 (e.g. the XXL survey Pierre et al. 2016) and enable to infer cluster masses. The ICM can also be probed through the inverse Compton scattering of cosmic microwave background photons off hot electrons in the ICM through the so-called Sunyaev-Zel'dovich effect (e.g. Sunyaev & Zeldovich 1980). This effect was measured in hundreds of clusters and turned out to be an effective way of finding clusters (e.g. Planck Collaboration et al. 2016c, for its application to the Planck survey) as well as studying properties of the ICM.

The third component of galaxy clusters are the galaxies. Even though, as already mentioned, they were the first observed, they turned out to represent only a small fraction of galaxy cluster total mass. Galaxy clusters usually host a very massive and bright galaxy (BCG, for brightest central galaxy) located near or at the centre of the potential well.

It is usually considered that in terms of mass content galaxy clusters are composed at ∼ 90% of DM, ∼ 8 -9% of gas in the ICM and ∼ 1 -2% of galaxies. Yet there are strong variations of these figures from cluster to cluster, as well as a dependence on cluster total mass (Laganá et al. 2013).

As it will be shown throughout this thesis, despite their very weak contribution to the cluster total mass, galaxies are still very important tools to study galaxy clusters. Indeed, they can be used to detect galaxy clusters and estimate their total mass (see chapter 2), and thus allow to infer results on cosmology. While by studying their cluster galaxy luminosities and colours, one can study how clusters formed and evolved through cosmic time (see chapters 3 and 4).

Cluster Formation

In our current understanding, cluster formation occurs through hierarchical growth of initial density fluctuations in the density field. It is thus largely dominated by the dark matter component. In this bottom-up scenario, matter first gravitationally collapses into small halos (i.e. galaxies) that later merge together to form bigger structures such as groups and finally galaxy clusters.

This growth scenario was first studied through simplified analytical models such as spherical collapse (Gunn & Gott 1972) or the Zel'dovich approximation (Zel'dovich 1970). Such models, even if simplified, turn out to be useful to gain physical insight on structure growth, and are at the basis of quantitative models of the halo mass function (see Sect. 1.2.2.2).

With the increase of computing power, it has been possible to study the non-linear growth of structures through the use of numerical simulations. These simulations give an unprecedented understanding of density fluctuation growth up to the scale of galaxy clusters.

They paint the picture of matter fleeing from large void regions into walls and filaments. Galaxies follow these filaments down to the deepest potential wells at the nodes of the so-called cosmic web : galaxy clusters. Galaxies having different speeds along the filaments start forming small galaxy groups before they finally reach the galaxy clusters (Bond et al. 1996). Springel et al. (2006).

If the cosmic web structure of the distribution of matter in the universe is observed from spectroscopic surveys, it is limited either to low redshift (e.g. 2dFGRS, Colless et al. 2001;and SDSS, York et al. 2000) or smaller regions of the sky (e.g. VIPERS Guzzo et al. 2014). In any case they probe bright galaxies only. Such filaments intersecting where clusters lie have also been detected using weak lensing maps (e.g. Massey et al. 2007, in the COSMOS field or Jauzac et al. 2012;Medezinski et al. 2013;Martinet et al. 2016, around cluster MACSJ0717.5+3745).

Moreover, if the statistical comparison of these observations with dark matter simulations is a substantial success for the bottom-up scenario of structure formation (see Fig. 1.2), it gives a somewhat static picture of the cosmic web. Thus, it cannot really capture the complex formation history of galaxy clusters through accretion of smaller structures along filaments. This complex formation process is illustrated in Fig. 1. 3, where we see the evolution of the density field in a dark matter only simulation. The field of view is centred around a massive (M 200 1.2 × 10 15 h -1 M ) cluster at z = 0. First, one can see that even though a lot of mass is accreted onto the cluster centre at z 1, the core of the cluster is already formed at z = 1 (compared to z = 3 (a), some large over-densities typical of cluster cores of mass ∼ 10 14 M already exist at z = 1 (b)). This early cluster formation is supported by observations, as many clusters in the redshift range 1 < z < 1.5 have now been observed (e.g. Wen & Han 2011) and a few up to redshift z ∼ 2 -2.5 (e.g. Noirot et al. 2018).

The complexity of the cluster collapse, with galaxies first forming groups that then collapse along filaments into the cluster at z 0.5 is also clearly visible.

Capturing this process from observations is a complicated and still ongoing task. There are two main approaches to this question, either by studying the velocity field of galaxies in the local universe (e.g. Tully et al. 2014) or by studying filaments and groups in the vicinity of clusters at various redshifts. The latter is explored in chapter 4 of this thesis, where we come back on this point in more details.

Why study galaxy clusters ?

Thanks to their particular characteristic of being the largest gravitationally bound structures in the Universe, and their complex internal structures made of various physical components (dark matter, hot ionised gas in the ICM and galaxies), galaxy clusters naturally emerged as important objects of study in astrophysics.

As the most extreme environment galaxies live in, they are a crucial astrophysical laboratory to understand galaxy evolution. Indeed, there are many physical processes at play in clusters that impact galaxy properties, making them an ideal environment to study.

As the highest peaks in the matter density field, they probe the non-linear growth of structures and their abundance is dependent on cosmological parameters, making them privileged cosmological probes.

Impact on galaxy evolution 1.2.1.1 Physical processes at play

Galaxy clusters can greatly impact the properties of galaxies falling into their potential well as they interact with other galaxies, the ICM or the potential well itself through different physical processes.

The most spectacular effect is probably the one due to galaxy-galaxy interactions. Galaxies in clusters have a typical velocity of ∼ 1000 kms -1 (depending on the depth of the potential well i.e. cluster mass), a value much greater than the internal velocity dispersion of galaxies, so the interactions between members are usually high speed encounters. During such high speed encounters, the internal energy of the galaxy increases, so that its gas and stars are less bound to the galaxy. As clusters are dense in galaxies, the probability of encounters between cluster members is high compared to other environments. This implies that a galaxy in a cluster will experience multiple fly-byes through its course in the potential well, each of them heating the components of the galaxy, namely gas and stars. This process is usually referred to as galaxy harassment. Simulations have shown that this process is mostly affecting disk galaxies. In particular, Moore et al. (1998) showed that late-type disk galaxies (Sc-Sd) may experience a strong morphological change from such a process transforming their disk component into a spheroid. Harassment also causes most of their stars to be ejected into the ICM and form the diffuse intracluster light. Yet the effect on late-type disk galaxies (Sa-Sb) is not efficient as they are more compact and less prone to being disturbed, even though it causes their disk to thicken, destroys spiral arms (Moore et al. 1999) and can drive gas towards the central regions, which might help the bulge to grow. Although this process cannot strip gas from the central regions of galaxies, it is capable of reproducing the observed morphologies in galaxy clusters (Mastropietro et al. 2005).

Despite the high speed of encounters, galaxy mergers may occur with the cluster bright central galaxy (BCG). Indeed, in their fall inside the cluster potential well, galaxies lose energy and momentum through dynamical friction, and thus gradually get closer to the centre of the cluster where the BCG resides. This process leads to minor mergers between the central galaxy and infalling satellites, that are responsible for the central mass growth throughout cosmic time. The dynamical friction being more efficient for more massive satellites, this process is also responsible for the magnitude gap observed between the central galaxy and satellites, as massive satellites will end up merging with the BCG. This process is also thought to be responsible for so-called central dominant (cD) galaxies that are often found at the centre of rich clusters. In their fall towards the central galaxy, satellites see part of their stars tidally stripped before the merger (i.e. during fly-byes), thus explaining the extended diffuse outer envelope of cD galaxies.

As satellite galaxies move through the ICM, their gas experiences a ram-pressure. If this pressure from the ICM is higher than the force per unit area that binds gas in the InterStellar Medium (ISM) to the galaxy, this gas will be stripped away from the galaxy. This process is referred to as ram-pressure stripping. This gas removal will thus lower (or even suppress, depending on the efficiency of the mechanism) future star-formation in the galaxy, as this gas would normally be used to form stars. The efficiency of the process, first discussed by Gunn & Gott (1972), is dependent on many parameters such as the density of the ICM (which varies with clustercentric radius), the speed of the galaxy (which is a function of cluster mass), the surface density of both stars and the ISM in the galaxy, or the angle between the disk rotation and the galaxy trajectory. As argued in Mo et al. (2010) considering that galaxies usually have eccentric orbits in clusters (thus going through more or less dense ICM with time, as the ICM is denser in central regions of clusters) and that the surface density of gas varies with galactocentric distance, ram-pressure stripping shall be time dependent and efficient only above a given radius from the galaxy centre. Schaefer et al. (2017) showed that this decline in surface density implies that galaxies are quenched by ram-pressure stripping in an outside-in fashion.

However, the efficiency in quenching star formation is still a matter of debate as some authors find that galaxies may be stripped of the entire gas through one transit in the cluster core (e.g. Roediger & Brüggen 2007, using hydrodynamical simulations) while others suggest lower rates (e.g. Abadi et al. 1999, who finds 80% for a Milky Way like galaxy falling into a Coma-like cluster). On the observational side, there have been many indications for ram-pressure stripping with galaxies that exhibit extended tails of gas pointing away from the cluster centre (see e.g. Scott et al. 2012, for neutral gas tails ; Yagi et al. 2017, for ionised gas tails and Boselli & Gavazzi 2014, for a recent discussion as well Fig 1 .4).

Somewhat related is the so-called strangulation or starvation process. In this scenario, the gaseous halo surrounding the galaxy is stripped away by interaction with the low density phase of the ICM or low density intergalactic medium. Depleted of the gas reservoir that enabled it to sustain star formation on long time-scales (more than a few Gyrs), the galaxy gradually consumes the gas remaining in its disk and is slowly quenched. Since Figure 1. showing ram-pressure stripping in a MACS galaxy cluster. The yellow arrow points towards the cluster centre, with distance indicated in kpc. The red arrow shows the direction of the galaxy velocity through the ICM. Reproduced from Ebeling et al. (2014) this gas reservoir is only loosely bound to galaxies, it is relatively easily stripped away when galaxies are entering dense environments such as clusters or groups. Many authors argued that this strangulation process could explain the well established observation that galaxies of similar luminosities or stellar masses have lower star formation rates (SFR) in denser environments. The specific SFR (sSFR) has indeed been observed to decrease with environment density (e.g. Balogh et al. 1997). Kauffmann et al. (2004) showed that such a trend is monotonic towards a wide range of densities and that it is not only due to the well known morphology-density relation. In light of such results, some authors have argued that strangulation seems to be the main process driving quenching of star formation (e.g. [START_REF] Weinmann | [END_REF]Peng et al. 2015) even though there is still some controversy on the subject (e.g. Boselli & Gavazzi 2014).

On the other hand, galaxies in clusters (as galaxies outside clusters) may also be subject to internal processes that may affect their gas or stellar content. Of particular interest in galaxy evolution are feedback processes.

The first kind of feedback is the supernova (SN) feedback. SN explosions radiate energy that can be transmitted to the Inter Stellar Medium (ISM). This effect is thought to be responsible for the under-abundance of low mass galaxies (M halo < 10 8 M ) compared to the DM halo mass function (Dekel & Silk 1986). Moreover SN feedback is thought to heat gas in the ISM thus reducing the efficiency of (or preventing further) star formation, especially in low mass galaxies, and may thus play a role in quenching of star formation (e.g. Hopkins et al. 2014).

A more spectacular feedback process is the feedback from the central supermassive black holes lying at the centre of massive galaxies when they are accreting matter, so called Active Galactic Nuclei (AGN). A key feature of AGN feedback is the injection of energy in the ISM of the galaxy that, as for SN feedback, heats up the gas and thus prevents further star formation. The effect is expected to be stronger than SN feedback by orders of magnitudes and can thus affect more massive galaxies. AGN feedback can also be responsible for gas outflows from the galaxy. First proposed by Silk & Rees (1998), AGN feedback has proven necessary in recent models of galaxy formation to quench star formation in the most massive galaxies (e.g. Croton et al. 2006).

What regulates galaxy evolution ?

As we reviewed, there are many physical processes at play in galaxy clusters that affect the properties of galaxies. All of them have solid theoretical and observational grounds. They all have been observed to be able to strongly alter galaxy properties in galaxy clusters. Yet the challenge is to understand which of these physical processes is dominant -if anyor how they combine to produce the cluster galaxy properties we observe.

This has proven to be a difficult task. Indeed, observational trends on the speed of quenching are not unambiguous, and numerical simulations implementing semi-analytical models or hydrodynamical simulations show strong variations on galaxy evolution depending on how the details of the physical models are implemented.

Yet, empirical models describing the redshift evolution of galaxy populations have been proposed by several authors based either on observations or simulations.

Using an empirical approach based on SDSS and zCOSMOS observations, Peng et al. (2010) propose an analytical model that reproduces the observed redshift evolution of star formation rate (SFR) of galaxies from z ∼ 1. They show that the differential effects of galaxy stellar mass and large-scale structure environment are separable, concluding that there exist two main pathways to quenching : so-called 'mass quenching' and 'environment quenching'. Their model predicts that while massive galaxies are mostly quenched through mass quenching, the dominant process for low mass galaxies is environmental, when they are satellites in their host halo. As such, it allows to discriminate the effect of quenching related to internal processes in the galaxy (feedback from SN or AGN : mass quenching) and those due to large-scale environment (environment quenching, e.g. ram-pressure stripping, strangulation, etc.). Yet, such an empirical approach cannot address which precise physical processes are actually responsible for the observed quenching (e.g. strangulation versus ram-pressure stripping for 'environment' quenching).

Better insight on the physical processes at play in environment quenching can be gained by studying the rate at which satellite galaxies are quenched. Indeed, the physical processes mentioned in Sect. 1.2.1.1 will quench star formation on different time scales. For example, as already mentioned, ram-pressure stripping is expected to act faster than strangulation. This crucial point is the focus of many studies proposing models to reproduce the observed trends (e.g. De Lucia et al. 2012;Muzzin et al. 2012;Wetzel et al. 2013;Hirschmann et al. 2014;Peng et al. 2015;Boselli et al. 2016;Moutard et al. 2018). Different methods have been used to derive the quenching rate of galaxies. Wetzel et al. (2013) used SDSS data at z ∼ 0 in combination with the Millennium simulation (Springel et al. 2005) to infer the quenching rate of galaxies. To this aim, they use the so-called SubHalo Abundance Matching (SHMA) technique, which consist in populating dark matter subhalos with galaxies, following a relation between halo mass and some given galaxy properties calibrated from observations (e.g. luminosity function), usually at low redshift. The method is very similar in principle to the so-called Halo Occupation Distribution (HOD) technique. Wetzel et al. (2013) used this technique to constrain the star formation history of galaxies that are satellites in groups at low redshift. This allows them to derive a model for satellite quenching, following the merger tree of halos and sub-halos in the simulation. They call this model the 'delayed-then-rapid' quenching model. They argue that the bimodality in the distribution of specific star formation being similar for central and satellite galaxies, satellites should evolve in the same way as central galaxies for several Gyrs after infall and then see their SFR fade (quenching) on a much shorter time scale. They propose a model in which after first infall in a host halo, quenching is delayed for a time t Q,delay and star-formation is then quenched with an e-folding time τ Q,fade . By fitting this model to the SDSS, they find that galaxies that are satellites of groups at z ∼ 0 have seen their SFR unaffected during t Q,delay = 2 -4 Gyr after first infall (depending on stellar mass) and then had their SFR fade rapidly with an e-folding time τ Q,fade < 0.8 Gyr.

The quenching timescale of galaxies can also be studied directly from observations at different redshifts using a proxy for the age of the galaxy stellar population (e.g. Muzzin et al. 2012;Peng et al. 2015;Fossati et al. 2017;Moutard et al. 2018). Using a colour-colour diagram to estimate the stellar age of galaxies in the redshift range 0.2 < z < 0.5, Moutard et al. (2018) proposed a model with two quenching pathways as in Peng et al. (2010) and show that these pathways are expected to act on different timescales. Mass quenching is expected to happen on timescales of 1-3 Gyr and to affect high mass galaxies (M * > 10 10 M ). This timescale is also compatible with the results of Peng et al. (2015). On the other hand, they propose that environment quenching mostly affects low-mass galaxies (M * < 10 9.7 M ) on considerably shorter timescales, smaller than 0.4 Gyr, explaining their findings of a low-mass, young quiescent galaxy population. Their scenario then seems to be compatible with the scenario of the 'delayed-then-rapid' model proposed by Wetzel et al. (2013) at low redshift, as well as that of Fossati et al. (2017), who extended the model at higher redshift (0.5 < z < 1).

As mentioned, a somewhat related but different approach to model galaxy evolution is semi-analytical models of galaxy formation (SAMs) applied to N-body cosmological simulations, as well as hydrodynamical cosmological simulations. For SAMs, the idea is to fully forward-model all the relevant physical processes of galaxy formation and evolution. These physical processes are modelled as a set of recipes (simplified analytical models describing the physical processes considered) with a number of free parameters. The parameter values are then usually fine-tuned so as to match observational constraints. As far as quenching of satellites in clusters is concerned, they are usually tuned by a prescription for stripping of the gas halo when the galaxy first becomes a satellite (strangulation) and ram-pressure stripping inside massive halos, as well as feedback processes (SN or AGN).

In principle then, such modelling allows to grasp a better understanding of the importance of different physical processes on galaxy quenching as the fit to observations fixes the parameter values of each process. Moreover one can look at the net effect of removing a given process on mock observations. A set of studies (e.g. De Lucia et al. 2012;Hirschmann et al. 2014;Henriques et al. 2017;De Lucia et al. 2018) use such SAMs to study the evolution of the quenched satellite fraction with redshift. For example, Hirschmann et al. (2014) infer the satellite quenching time-scale by comparing the galaxies built with Guo et al. (2011) SAM on the Millennium Simulation to SDSS observations. They find that the quenching time scale for low-mass satellites should be of roughly 5 Gyr, in agreement with the Wetzel et al. (2013) model. Yet as pointed out in this study and more recent work (Henriques et al. 2017;De Lucia et al. 2018), even though big progress has been made in recent years, SAMs still struggle to reproduce the fraction of quenched satellites in high-density environments (groups and clusters). Moreover, the intertwined nature of all the processes at play make it somewhat difficult to understand the influence of a given process in this disagreement.

Similar studies are starting to emerge using recent hydrodynamical cosmological simulations (e.g. Cochrane & Best 2018, using the EAGLE simulation), with the advantage that the galaxy evolution is less model dependent. Indeed, if physical processes happening at scales smaller than the resolution limit are modelled through so-called sub-grid recipes, environmental effects such as strangulation or ram-pressure stripping are directly simulated. Such studies are still at an early stage but Cochrane & Best (2018) find results compatible with the Wetzel et al. (2013) model. Yet, they also suffer from complexity in interpreting which dominant physical effect might be at play, for the same reasons as SAMs.

Either way, there is an added difficulty to all of these approaches coming from the so-called assembly bias due to the hierarchical cluster formation. In this bottom-up scenario of cluster formation (see Sect. 1.1.2) galaxies are first accreted in filaments, where they form groups of mass ∼ 10 13 M . Living in these groups, their properties should be affected by some of the physical processes described in Sect. 1.2.1.1 before even falling into the clusters (e.g. De Lucia et al. 2012;Wetzel et al. 2013) -so-called 'pre-processing' (see chapter 4). This makes a detailed quantification of the relative importance of each physical process involved in quenching more complicated, as a given galaxy will evolve in a variety of environments through its lifetime (De Lucia et al. 2014). This point is discussed in chapter 4.

It is with these ideas in mind that chapters 3 and 4 of this thesis are written. Using a statistically meaningful sample both in terms of cluster mass and redshift, we try to give some insight on these questions by studying the galaxy luminosity functions of clusters (chapter 3) and the impact of pre-processing through the study of filaments feeding clusters (chapter 4).

Cosmological probes

The main cosmological tool using galaxy clusters is the study of their abundance as a function of redshift and mass. Before exploring which constraints can be obtained from clusters counts, we first need to briefly introduce the standard cosmological model.

Cosmological background

The cosmological model is based on the so-called cosmological principle: on sufficiently large scales, the universe is homogeneous and isotropic. This principle was first introduced out of philosophical motivations. Yet, it has since obtained great observational success, most notably with the observations by COBE and subsequent space missions showing that the Comic Microwave Background (CMB) is indeed quite homogeneous in all directions of the observable universe.

Under this assumption of homogeneity and isotropy, the metric tensor of the universe takes the form of the Friedmann-Lemaître-Robertson-Walker metric [START_REF] Weinberg | Gravitation and Cosmology: Principles and Applications of the General Theory of Relativity[END_REF]:

ds 2 = c 2 dt 2 -a 2 (t) dr 2 1 -Kr 2 + r 2 dΩ 2 , (1.1)
where (r, θ, φ) denote the spherical co-moving coordinates and c is the speed of light. The constant K characterises the curvature of the space. K is null for a flat universe, positive for a spherical universe and negative for a hyperbolic universe. The scale factor a(t) expresses the expansion (or contraction) of the universe with time. One can note in this equation that it does not depend on direction and thus follows the cosmological principle. The cosmological model is defined in the framework of general relativity, where gravity is defined as the impact of matter on the geometry of space-time. The deformation of space dynamics is governed by the Einstein equation (Einstein 1916):

G µν + Λg µν = - 8πG c 4 T µν , (1.2)
where T µν is the stress-energy tensor, G µν is the Einstein tensor, g µν the metric tensor and Λ the cosmological constant.

Following the cosmological principle, we consider the universe as filled with a uniform ideal fluid with pressure P , energy density ρ and null velocity (no peculiar motion). Under this assumption, the expression for the stress-energy tensor T µν is very simple and one can solve the Einstein equation. This leads to the so-called Friedmann equations:

ȧ a 2 = 8πGρ 3 - Kc 2 a 2 + Λc 2 3 , (1.3) ä a = - 4πG 3 ρ + 3p c 2 + Λc 2 3 .
(1.4)

These equations describe the evolution of scale factor a(t) i.e. of the expansion of the universe. This evolution only depends on time and the energy/matter content of the universe. To solve these equations, one needs to specify the equation of state of the universe content. It is usually assumed to be made of different components that can each be described by a perfect fluid: P = ωρ, where ω depends on the type of energy considered. We can thus write the density as a function of the scale factor as: ρ(a) = ρ 0 a -3(ω+1) , (1.5) where ρ 0 is the density at current time. We usually consider three energy components: radiation for which ω = 1/3, cold matter for which ω = 0, and cosmological constant can also be identified with an energy density (so-called dark energy) for which ω = -11 . We can now introduce the cosmological redshift observable, that is related to the scale factor as:

a(t) ≡ a 0 1 + z , (1.6)
where a 0 = 1 is the scale factor at current time, and define the Hubble parameter H ≡ ȧ/a. This allows us to rewrite the Friedmann equation as:

H(z) ≡ ȧ a (z) = H 0 E(z), (1.7) E(z) = Ω r,0 (1 + z) 4 + Ω m,0 (1 + z) 3 + Ω K,0 (1 + z) 2 + Ω Λ,0 (1.8)
where we used the density parameters for each energy component, i.e. their fraction of the critical density:

Ω i (t) ≡ ρ i (t) ρ crit(t) = 8πG 3H(t) 2 ρ i (t), for i ∈ {r, m, Λ}
(1.9)

Ω K (t) = - Kc 2 a(t) 2 H(t) 2 .
(1.10) so that Ω i = 1. These density parameters associated to the Hubble parameter are then sufficient to describe the global behaviour of the universe.

To describe the initial perturbations of the density field and their growth, one needs two additional parameters. We mentioned in Sect. 1.1.2 that galaxy clusters form from the growth of initial density fluctuations. The deviation from homogeneity of these fluctuations is usually determined through the initial power spectrum of density fluctuations P δ,init (k). One usually assumes this power spectrum is a power law of k: P δ,init (k) ∝ k ns , where n s is the so-called spectral index.

As structures grow in the universe, the initial power spectrum evolves. This is described using a scale dependent function called the transfer function T (k) and the linear growth factor

D + (t) ∝ H(t) dt (aH) 2 : P δ (k, z) ∝ P δ,init (k)T 2 (k)D 2 + (z). (1.11)
To be complete, one needs to fix the power spectrum normalisation. This is usually done through the σ 8 parameter, which measures the amplitude of the (linear) power spectrum on the scale of 8h -1 Mpc. So density fluctuations are constrained through the shape (n s ) and the normalisation (σ 8 ) of the matter power spectrum.

In addition to these cosmological parameters, one should note that distances measured in the universe also depend on cosmology. Indeed, it is quite clear that distances depend on the expansion rate of the universe, which itself depends on the content of the universe.

In this framework, we can define the co-moving distance χ. It is the distance separating two observers co-moving with the Hubble flow (i.e. who do not have peculiar velocities). It remains constant with epoch and can be expressed as:

χ = c H 0 z 0 dz E(z ) .
(1.12)

Other common distance measures, more related to observations are the angular diameter distance D A = χ/(1 + z) and the luminosity distance D lum = χ(1 + z).

Galaxy cluster counts

The main cosmological probe based on clusters is probably cluster counts. We saw in parts 1.1.2 and 1.2.2.1 that the formation of clusters finds its origin in the growth of initial density perturbations. Assuming this scenario, the abundance of clusters in the universe depends on these initial density fluctuations and the density parameters of the universe. The expected number of clusters in a survey of area ∆Ω can be expressed as:
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dN dz = ∆Ω dV dzdΩ (z) ∞ 0 f (M, z) dn(M, z) dM dM.
(1.13) dV dzdΩ (z) is the co-moving volume element at redshift z. It can be expressed as: .14) and thus depends on the density parameters of the universe. The quantity dn (M,z) dM is the halo mass function i.e. the expected number of clusters of a given mass M at redshift z, and thus depends on the matter density parameter Ω m and on the cold dark matter primordial fluctuations. The choice of the halo mass function is a debated question in the literature. It can be calculated either theoretically (Press & Schechter 1974) or more recently using numerical simulations (Tinker et al. 2008). Yet calibration on N-body simulations have been argued in the literature to bias cosmological constrains as they neglect the effect of baryons (e.g. Bocquet et al. 2015). f (M, z) is the selection function i.e. the fraction of clusters actually detected in the survey as a function of their mass and redshift. The evolution of cluster abundance with redshift is sensitive to the redshift evolution of the dark energy equation of state. Fig. 1. 5 shows examples of cosmological parameter constraints obtained using cluster counts. On the left are the latest results from the Planck Collaboration (Planck Collaboration et al. 2016b) -where they used galaxy clusters detected through the S-Z effect on Planck CMB data (filled coloured ellipses, see caption for details). These constraints are compared to the one obtained from CMB measurements by Planck (Planck Collaboration et al. 2016a). We see cluster counts are less sensitive to the density parameters than CMB experiments. On the right are constraints from Mantz et al. (2015) cluster counts compared to CMB constraints. This illustrates the sensitivity of clusters to constrain both w and σ 8 compared to CMB measurements.

dV dzdΩ (z) = c H 0 D 2 A (1 + z) 2 E(z) , ( 1 
More generally, clusters are more sensitive to parameters linked to the growth of structures, since the CMB was emitted before this growth. Moreover the degeneracy between parameters in cluster counts are different from those from CMB or type Ia Supernova (SNIa) surveys, allowing a substantial gain in constraining power when combining it with other probes. It should also be noted that the systematics are different from those for CMB or SNIa, giving an independent constraint. Furthermore, as illustrated in Fig. 1.5a, this independence brought some puzzling disagreement between cluster counts and CMB results, which might be a clue for a need to revise our cosmological model (see e.g. Israel et al. 2015;Sakr et al. 2018).

While this proves that cluster counts can be an accurate cosmological probe, the method suffers from many potential biases that need to be carefully accounted for. Since we want to count the number of clusters as a function of their redshift and mass, ideally one would like to have precise knowledge of both for every cluster detected in the survey. Yet obtaining this information is not straightforward.

The redshift of clusters can be determined precisely using spectroscopic redshifts. However, obtaining spectra for many cluster members is time consuming, especially for large cluster samples, whose constraining power is greater. Thus, one usually turns to photometric redshifts (see chapter 2), whose large uncertainties (typically 0.03 -0.05 × (1 + z) for large surveys) need to be accounted for in the analysis.

Even more dramatic is the mass measurement of cluster, which is currently the most limiting factor to do precision cosmology with clusters. This comes from the fact that, in most cases, one does not directly measure the true cluster mass, but rather an other observable that is used as a proxy for the mass. Depending on the observations at hand, one has access to more or less good mass proxies. Either way, the mass-observable relation needs to be calibrated from a sample of clusters with known masses. This is usually done using weak-lensing, as it is sensitive to the total mass of the cluster and allows to obtain an unbiased mass estimate. Some widely used proxies are the X-ray luminosity, optical richness and S-Z effect. The first two present an intrinsic scatter of ∼ 40% at fixed mass, while S-Z measurements have smaller scatter of ∼ 20%. Looking for mass proxies with reduced scatter is a challenging topic that has drawn much attention in the field. Some authors have proposed such proxies in the optical (Rykoff et al. 2012) but mostly in X-rays using the gas mass (M gas ) in massive clusters, its product with the X-ray temperature (Y X ∝ T M gas ) or the core excised X-ray temperature.

Yet most of these proxies may exhibit some biases as they are based on physical assumptions that are not verified for all clusters. For example those based on X-rays assume hydrostatic equilibrium of the ICM, a condition that holds only for relaxed clusters, that do not undergo strong accretion events or mergers (Martinet et al. 2016). Fig. 1.5 illustrates the importance of the mass calibration.

In this figure one can see three shaded contours from S-Z cluster counts. These are for the same S-Z measurements but different mass calibrations. The impact on cosmological 1.2. Why study galaxy clusters ? parameter constraints is important, emphasising the importance of controlling systematics and biases in the calibration.

Another potential bias comes from the selection function f (z, M ) of the method used to detect the clusters in a given survey. In particular, since we want to use the number of clusters of a given mass and redshift to constrain cosmological parameters, we first need to quantify the fraction of true clusters that are actually detected (the completeness) and the fraction of detections that are not true clusters (purity). One needs to compute how both quantities depend on redshift and mass/observable. This is usually done using lightcones extracted from simulations, modified to represent the survey characteristics. This is a crucial step if one aims at deriving cosmological constraints from cluster counts, making the selection function computation an active field of research for the next generation wide surveys (e.g. Euclid, LSST, WFIRST). This will be illustrated in chapter 2 in the context of the Euclid Cluster Finder Challenge.

During my PhD thesis, I developed a cluster finder algorithm: the Adami, MAzure and Sarron Cluster FInder (AMASCFI). In chapter 2, I describe the algorithm, and how it was applied to the CFHTLS and to mock data when competing in the fourth Euclid Cluster Finder Challenge (CFC4). We use the CFHTLS candidate cluster catalogue obtained with AMASCFI in chapter 3 to study the dependence of the cluster galaxy luminosity function (GLF) of early-type (ETGs) and late-type (LTGs) galaxies as a function of redshift and cluster mass. In chapter 4, we present a method to detect cosmic filaments around AMASCFI clusters and study ETGs and LTGs in these filaments.

Introduction

This chapter encompasses work on galaxy cluster detection made during the PhD. After having presented the context of galaxy cluster detection using photometric data (Sect. 2.2) and the concept of photometric redshifts (Sect. 2.3), I will present my own attempt of building a cluster finder : the Adami, MAzure and Sarron Cluster FInder (AMASCFI) in Sect. 2.4.

This cluster finder was used both in Sarron et al. (2018) on the CFHTLS data and in Adam et al. (in prep.) as part of the fourth Euclid Cluster Finder Challenge. I study its performances (see Sect. 2.5) in both cases in Sect. 2.6 (Euclid) and Sect. 2.7 (CFHTLS). In Sect. 2.8, I present the characteristics of the CFHTLS catalogue in more details as it will be used in the study presented in chapter 3.

The chapter ends with an investigation on how to improve the version of AMASCFI presented in Sarron et al. (2018).

Photometric Cluster Finder

Looking for over-densities of galaxies in optical images has historically been the first way to detect clusters of galaxies. Yet, distinguishing physical groups and clusters from chance alignments along the line-of-sight using photometric data is not trivial. In this context, many different methods aiming at cluster detection have been developed in the last decade. These methods are usually split into 3 main groups based on their use of the information contained in the optical data.

I will here give a brief and non exhaustive overview of these different classes. A more detailed description of algorithms that AMASCFI has been compared with on the CFHTLS will be given in Sect. 2.8.1.

Red-sequence Finders

Red-sequence cluster finders were first introduced by Gladders & Yee (2000). They are based on the observed property of galaxy clusters to host a population of passive galaxies (the red sequence). The colour of this passive population at each redshift is computed (usually from a model of galaxy evolution) and the algorithm looks for over-densities of galaxies with this characteristic colour. A few algorithms based on this method have been developed over the years, most notably MaxBCG on the SDSS (Koester et al. 2007), RedMaPPer that was developed to be applied to DES (Rykoff et al. 2014;Rykoff et al. 2016) and most recently RedGold (Licitra et al. 2016) that was applied to both the CFHTLS W1 field and NGVS.

Matched Filters

Matched filter algorithms follow a different approach. Clusters are searched as patterns in the data following a cluster model set a priori. Such a cluster model usually consists of a cluster luminosity function and radial profile. This method was first introduced for galaxy cluster search by Postman et al. (1996). It was further developed in the Adaptive Matched Filter (Kepner et al. 1999;White & Kochanek 2002;and Dong et al. 2008, for application to SDSS) and the 3D-Matched-Filter (Milkeraitis et al. 2010), that was applied to the CFHTLS Wide fields. Dong et al. (2008) and Milkeraitis et al. (2010) both add redshift information in the classical matched filter, allowing these algorithms to greatly reduce their false detection rate compared with previous implementations. Ascaso et al. (2012) designed the Bayesian Cluster Finder, which incorporates the matched filter idea in a Bayesian framework and are thus able to add a prior on galaxy colours (red-sequence) as well as the presence of a BCG. They also use the photometric redshift information.

One of the most recent works that further improved the Matched Filter is AMICO (Bellagamba et al. 2018) which implements Optimal Filtering. It makes a few improvements compared to a classical matched filter. First by making use of the full redshift probability distribution function (PDZ) of each galaxy, no redshift slicing is necessary. Then it is able to use the local background to account for the large-scale structures in its noise model. Moreover its iterative detection process allows to remove contribution of massive clusters to detect smaller structures in the consecutive steps.

As an interesting note, both MaxBCG (Koester et al. 2007) and RedMaPPer (Rykoff et al. 2014;Rykoff et al. 2016) are actually matched filter algorithms in their design. Their classification as red-sequence finders here is due to the fact that they implement a colour filter so that effectively these algorithms search for spatial over-densities of red galaxies.

Geometrical Finders

Another broad class of cluster finders are geometrical algorithms. They are based on the search for galaxy spatial over-density, using the photometric redshift information. This information is often considered through slicing of the data in redshift, with or without taking into account the full redshift probability distribution function. Then two-dimensional galaxy over-densities are searched in the sliced data. The main differences between these methods reside in the way the two-dimensional density maps are computed. We can cite wavelet smoothing (Eisenhardt et al. 2008;Gonzalez 2014, PZWav;Benoist 2014, WaZP), Voronoi tessellation (Soares-Santos et al. 2011) and kernel smoothing (Sarron et al. 2018, this work).

One geometrical technique that does not per se compute a density map, is friend-offriends algorithms (e.g. Farrens et al. 2011), which match close galaxies with a characteristic scale.

Photometric Redshifts

Photometric redshift is an estimation of redshift based on photometric data. It is often used as an input in cluster finder algorithms (including AMASCFI), as it enables to enhance the S/N of galaxy clusters in the data.

The photometric redshift of a galaxy is estimated from its magnitude (or flux) measured in several bands. In a sense, the magnitudes in different bands can be seen as a very low resolution spectrum.

Classical photometric redshift algorithms use this information and try to fit template spectral energy distributions (SED), either obtained from observations in the local universe or from synthetic models, at different redshifts to the data (magnitudes). A few algorithms use machine learning techniques to obtain photo-zs estimates (e.g. Collister & Lahav 2004;Carliles et al. 2010;Cavuoti et al. 2012). They have been shown to be at least as 2.3. Photometric Redshifts reliable as template based photo-zs when large spectroscopic samples representative of the photometric data are available. Yet, their main drawback is their reliability at high redshift and some colour space region where there is a lack of spectroscopic coverage. More recently, a few studies used deep learning techniques for photo-z estimate, with promising results (e.g. Hoyle 2016;D'Isanto & Polsterer 2018;Pasquet et al. 2018).

An example of the principle behind photo-z is illustrated in Fig. 2.1, where the SED of a template passive elliptical galaxy is shown at different redshifts. One can see that the flux in each filter changes as the galaxy is redshifted. This is especially true for passive galaxies as they exhibit a strong break in their flux at a wavelength of 4000Å. This highly recognisable feature makes it easier to guess their redshift than it is for late-type galaxies.

In the data and mock we use here, two different photometric redshift codes were used. Photo-z in the Euclid mock data, were produced using BPZ2.0 (Benítez 2000), while those of the CFHTLS T0007 were produced using LePhare (Arnouts et al. 1999;Ilbert et al. 2006). Both are classified as classical photometric redshift algorithms, as they fit templates to the data.

BPZ2.0 follows a Bayesian framework and outputs a two-dimensional probability distribution function for each galaxy in the (redshift,spectral-type) parameter space. Instead, LePhare is based on a χ 2 minimisation, from which it derives a probability distribution function as a function of redshift for each galaxy. A more detailed description of the specific LePhare templates used on the CFHTLS is given in Sect. 2.7.1. 

AMASCFI algorithm

In Sarron et al. (2018), I presented an improved version of the Adami and MAzure Cluster FInder (AMACFI, Mazure et al. 2007) that I developed during my PhD. This improved version was renamed the Adami, MAzure and Sarron Cluster FInder (AMASCFI). In this section I present the version of AMASCFI that we used in Sarron et al. (2018), where it was applied to the CFHTLS. The algorithm also participated to the fourth Euclid Cluster Finder Challenge, where a slightly different version was used due to the challenge specifications (see Sect 2.6 for more details). Some recent attempts to improve the algorithm performances are presented in Sect. 2.9. The algorithm uses as an input a galaxy catalogue containing, for each galaxy, its sky position, photometric redshift and magnitude. The galaxy catalogue is cut into slices of redshift, partially overlapping so as not to miss structures (see Fig. 2.2). Mazure et al. (2007) and subsequent studies using AMACFI chose a constant slice width of 0.1 in redshift space, each slice overlapping the adjacent ones by 0.05. In contrast, we adopt here a variable width chosen as

∆z slice = 0.05 × (1 + z slice ) ,
(2.1)

z slice (n + 1) = z slice (n) + 0.05 . (2.2)
This enables us to better account for the noise due to photo-z statistical errors, and therefore to sample a galaxy population representative of the true underlying population in each redshift slice, especially at high redshift. For example, in the CFHTLS, the slice width at z = 1.1 is now taken to be ∆z slice = 0.2 rather than 0.1. Two-dimensional density maps are then computed in each slice using an adaptive kernel density estimator (adaptive-KDE). So far, AMACFI chose the initial size of the kernel automatically according to the Silverman (1986) prescriptions. We decided in this work to fix the initial kernel size to 1.5 Mpc.

In this way, the kernel size (diameter) of the adaptive-KDE in the densest region (corresponding to galaxy clusters) is ∼ 1 Mpc, which is the right smoothing scale for detecting clusters as it is the typical size of cluster cores. In fact, our previous way of choosing the smoothing scale in AMACFI was over-smoothing the underlying distribution and was thus more suited for supercluster than cluster detection. This can be seen in Fig. 2.3, where we compare the density map obtained by using the Silverman (1986) prescription to choose the initial kernel size and the map obtained with our fixed initial size. We can see in the bottom row that the new density indeed traces the actual galaxy distribution more closely.

The SExtractor software (Bertin & Arnouts 1996) is then applied to the density maps to detect structures. The major modification in this step of the process is the way the detection threshold is set. This threshold is now set to a number of galaxies per Mpc 2 .

For this, we iteratively compute the background level (field) in galaxies per Mpc 2 in each slice using our density map, and set the detection threshold to the 95% upper confidence limit on this number density following Gehrels (1986). On the first iteration, the field is simply set to the mean galaxy number density in the entire density map. We compute the detection threshold and use SExtractor to detect over-densities in the map. The background level is updated as the mean galaxy number density in the map after having removed pixels of the density map in a disk of diameter 1 Mpc around the peak of each detected structure. This gives us a new detection threshold and the process is repeated until convergence. At the end of the procedure, we obtain the final field level in the slice n field , and the detection threshold thus quantifies the probability for an over-density to be a random fluctuation of the background (due to chance alignment in the photo-z space).

We compute the mean number density of galaxies in a disk of 1 Mpc diameter centred at the peak of each over-density as detected by SExtractor from our density maps and obtain a signal-to-noise ratio (S/N ) of detection for each over-density. The S/N of detection is where n clus and n field correspond to the average number density of galaxies per Mpc -2 in a slice of width ∆z slice for cluster and field area, respectively. S clus is the area of the 1 Mpc diameter disk in Mpc 2 . These steps are illustrated in Fig. 2.4

The over-densities thus detected in each slice are then assembled in larger structures (called cluster candidates in the following) using a friends-of-friends algorithm, the Minimal Spanning Tree, with a characteristic distance of 1 Mpc, as in Mazure et al. (2007) (see Adami & Mazure 1999, for the original description of the algorithm). This allows us to merge multiple detections of the same structure appearing in several adjacent redshift slices, or of large clusters presenting many substructures. The position of each candidate cluster in the (RA, Dec, z phot ) space is taken to be the mean of each of its individual merged detections weighted by its excess galaxy number density ( n clus -n field ). This step is illustrated in Fig. 2.5

Quantifying cluster finder performances

In order to assess the quality of our cluster detections we need a way to quantify how well we detect actual over-densities of galaxies and how polluted by false detections our catalogue is. Following the literature, we compute the completeness (C) and the purity (P) of our catalogue of cluster candidates to study the performances of AMASCFI. These two quantities are widely used to infer the quality of cluster catalogues. They are defined as

C = N match /N true ,
(2.4)

P = N match /N det , (2.5)
where N det is the number of cluster candidates detected in the simulation, N true is the total number of halos in the simulation, and N match the number of detected clusters matched to a halo from the simulation. Ideally, an algorithm should have high completeness (all clusters are detected) and high purity (all detections are actual clusters), but there is a trade-off between the two quantities and both cannot be maximised simultaneously.

Completeness and purity can then be expressed as a function of halo mass, redshift, S/N or richness. This enables one to define the selection function of a cluster finder according to these parameters. One can also use the Receiver operating Characteristic (RoC) curve, which plots purity as a function of completeness, to quantify the performances of a cluster finder.

Euclid CFC4 performances 2.6.1 Photometric redshift quality

In the context of the fourth Euclid Cluster Finder Challenge (CFC4), in which AMASCFI participated, challengers were provided with a 300 deg 2 galaxy catalogue taken from the Euclid H-band Wide lightcone of Merson et al. (2013). This lightcone was built from the Millennium simulation (Springel et al. 2005) and galaxies were modelled using GALFORM (Lagos et al. 2012). The original galaxy catalogue extracted from the lightcone was then reprocessed using PhotReal (Ascaso et al. 2015). PhotReal uses a set of 8 empirical templates chosen to be representative of true galaxy colours observed in high-quality photometric surveys. Each galaxy from the mock catalogue is fit to this set of templates, thus forcing the photometry obtained from the semi-analytical model to have a realistic photometry. The photometry is then recomputed using this best-fit template and adding photometric noise representative of the Euclid survey. The photometric redshift is estimated from this modified photometry using BPZ2.0 (Benítez 2000).

The photometric redshifts used in the CFC4 correspond to the Euclid pessimistic case from Ascaso et al. (2015). Following Ascaso et al. (2015), in this case the photometric redshifts have a dispersion of 0.053 × (1 + z) for m H < 24 in the redshift range 0 < z < 3, and an outlier rate of ∼ 10 -15%. Adam et al. (in prep.) did an independent analysis of the quality of these photometric redshifts in the context of the CFC4, finding consistent results. They also showed that using only galaxies with m H < 23, the outlier rate dropped down to ∼ 1% at z > 0.8.

Since challengers were provided with a patch of 20 deg 2 having mock spectroscopic redshifts, we were able to draw conclusions similar to Adam et al. (in prep.). We thus ran AMASCFI on the mock galaxy catalogue cut down to m H < 23, for which we estimated the dispersion to be ∼ 0.05 × (1 + z) and the overall outlier rate to be < 10%.

AMASCFI version used in CFC4

As mentioned in Sect 2.4, AMASCFI was slightly modified to run on the CFC4. This is because it was required by the challenge to probe cluster detection down to low S/N .

In the version of AMASCFI published in Sarron et al. (2018) and presented in Sect 2.4, we have been rather conservative, by setting this detection threshold to the 95% upper confidence limit of a Poisson distribution with mean n field . Instead, to probe the low S/N regime, we now set this limit to be the desired S/N considering the fact that the pixel values in our density map come from a Poisson distribution :

n field + S/N lim × n field .
(2.6)

Challengers were also required to compute a richness estimate for each candidate cluster. While this was done in CFHTLS using the number counts of early-type galaxies (ETGs), no information on the galaxy types were provided in the CFC4 mock so this definition could not be used. We instead implemented a richness estimator based on Licitra et al. (2016), Rykoff et al. (2014) and Rykoff et al. (2012). Differently from these estimators though, we use all galaxies no matter their type and colours. We note Rykoff et al. (2012) showed that including blue cluster members in their richness estimate increased scatter in the L X -richness relation from σ ln L X |λ = 0.63 to σ ln L X |λ = 0.72 at the 2σ level.

The richness λ det is computed in two steps :

• We first count the number of galaxies brighter than m * + 2.5 and with ∆z = |z clus -z p,g | < 2 σ z (z clus ), in an initial cluster candidate radius R clus = 1.0h -1 Mpc.

• The radius R clus is then iteratively re-scaled according to the relation R clus = (λ det /100) 0.2 until convergence.

Here m * (z) is computed using Bruzual & Charlot (2003) single stellar population model for a galaxy forming at z = 5, and is calibrated using local infrared observations (rest-frame K band) of the Coma clusters (De Propris et al. 2007). The relation for R clus is justified in Licitra et al. (2016) and Rykoff et al. (2012). ,5,10,20,40,80,99)% of the detections Adapted from Adam et al. (in prep.).

CFC4 selection function

The selection functions of each of the six cluster finders in the competition were computed in Adam et al. (in prep.) to rank them and select two algorithms to be used by the Euclid mission. Even though AMASCFI was not chosen, Adam et al. (in prep.) results show the good performance of the algorithm. In particular these performances are a huge improvement compared to those of the original AMACFI algorithm, that competed in the first three rounds of Euclid CFCs1 . We report these performances here using the results of Adam et al. (in prep.).

As a first assessment of cluster finder performances, Adam et al. (in prep.) use the RoC curve (see Sect.2.5). This is illustrated in Fig. 2.6, where values of purity and completeness are computed as a function of the ranking of the detections : from the highest ranked (best) detections to all detections in the catalogue (including the least reliable). In this Figure, AMASCFI appears in green. As it can be seen, the algorithm exhibits a high purity but somewhat at the price of completeness in this mass range (M > 10 14 M ). Indeed, up to 50% of completeness, it stays at a very high purity above 90%, and then slowly drops to 65% purity for up to 65% completeness.

The ability of AMASCFI to obtain very pure samples of galaxy cluster is actually a feature that we were looking for in the aim of computing the cluster galaxy luminosity functions.

On the other hand, the relatively low completeness is explained by the design of the algorithm. Indeed, at the stage when it cleans the possible multiple detections, AMASCFI 0.2 0.4 0.6 0.8 1.0 1. 10 14.5 ] (purple), [10 14.5 , 10 15 ] (pink) and [10 15 , 10 16 ] M (yellow). The error bars represent the 68% confidence interval. The catalogue has been trimmed to the most reliable detections ensuring a mean purity of 80% in the range M > 10 14 M and z true < 2.

Right: Relative purity as a function of redshift, for different fraction of the best detections that are conserved. The catalogue has been trimmed to the most reliable detections ensuring a mean purity of 80% in the range M > 10 14 M and z true < 2, so that only the relative redshift evolution is represented here. Different colours are for different proportions of the best detections kept in the analysis, respectively 25% (dark blue), 50% (purple), 75% (pink) and 100% (yellow). Adapted from Adam et al. (in prep.).

uses a MST, that links detections with a length of 1Mpc and ∆z = 0.06. Thus a few poor clusters (M ∼ 10 14 M ) might be linked to higher mass clusters nearby by the MST. This actually prevents AMASCFI from probing efficiently low mass clusters and groups. Indeed, when decreasing the minimum S/N of detection, more small over-densities are detected in the slice density maps. Yet at the linking stage, all of these detections in the vicinity of a larger cluster might be merged into a single detection. The main advantage of this technique is that it limits fragmentation of massive clusters into several smaller candidate clusters because of cluster substructures. Yet the combination of a detection threshold at S/N = 1 and linking length of 1Mpc actually leads to over-merging, thus removing many small clusters from the final catalogue.

This behaviour is due to the fact that AMASCFI was designed to obtain very pure cluster samples. Thus it was not designed to probe such low S/N regime. This can however be overcome by modifying the MST linking length. This particular point is detailed in Sect. 2.9.1. This is further illustrated in Figs. 2.7 and 2.8a, where the high completeness of AMASCFI for moderate and high mass clusters (M > 10 14.5 ∼ 3 × 10 14 M ) is illustrated. This completeness dramatically drops for M < 10 14 M (dark blue line in Fig. 2.8a).

The redshift evolution of the completeness at a given mass is relatively constant, with a slight decrease at high redshifts. This shows that for sufficiently deep data, AMASCFI is only slightly affected by the photo-z error redshift dependence (∼ 0.05 × (1 + z)) in its ability to recover clusters. Indeed, considering the photo-z uncertainty in the Euclid mock data, AMASCFI was run with a cut m H < 23, which ensures completeness down to m * H + 1 up to z = 2. The relative redshift evolution of purity for a sample 80% pure in the mean is shown in Fig. 2.8b. We see a mild redshift dependence of the catalogue purity, but the ranking performed in Adam et al. (in prep.) based on S/N shows that at z > 1.2, keeping only the most reliable detections allows to maintain the purity above 80%.

2.7 CFHTLS performances 2.7.1 Photometric redshift quality CFHTLS T0007 photo-zs2 were computed in the 154 deg 2 sky coverage of CFHTLS using multicolour images in the u * g r i z filters of MegaCam at CFHT. We note that the i filter had to be changed during the course of the survey. The photo-zs were obtained using the LePhare software (Arnouts et al. 1999;Ilbert et al. 2006).

Details about the method are given in Coupon et al. (2009). Briefly, the photo-zs were computed using 62 templates obtained after having optimised four templates from Coleman et al. (1980) and two starburst templates from Kinney et al. (1996), and linearly interpolated between them to better sample the colour-redshift space using the VVDS spectroscopic sample (e.g. Le Fèvre et al. 2005). A particularly crucial step of the process is the calibration of the zero-points using spectroscopic samples which help in removing biases. The resulting statistical errors on photo-zs depend on the redshifts and magnitudes of the galaxies.

Following the photo-z catalogue based on the CFHTLS T0007 data release, we define the dispersion as

σ ∆z phot /(1+zs) = 1.48 × median |∆z| (1 + z s ) , (2.7)
which is the NMAD (Normal Median Absolute Deviation) estimator defined in Ilbert et al. (2006), with ∆z phot = z phot -z s , where z s is the spectroscopic redshift. The outlier rate or catastrophic failure rate η is set as the proportion of objects with |∆z| ≥ 0.15 × (1 + z s ).

We make use of the value reported in the release document 3 to choose our cuts in redshift and magnitude. For cluster detection, we select galaxies in the redshift range 0.1 < z phot < 1.2 and with magnitudes i < 22.5, thus keeping the dispersion below 0.05 × (1 + z) and the outlier rate below 10% in all four Wide fields.

In our analysis, we only consider galaxies that are outside the masks from TERAPIX. These masks are located around bright stars or artefacts, and mark regions of lower photometric quality. Thus photo-zs in these regions would be of poorer quality than those outside the masked regions. These masks are dealt with in the same way for cluster detection and GLF computation, i.e. by discarding objects inside the masked regions.

We note that this approach is different from the one Moutard et al. (2016) applied to the CFHTLenS, but we prefer to use the prescription from the TERAPIX team as we are using their photo-z catalogue.

Mock catalogue modification

In order to calibrate our method, i.e. to assess the reliability of our detections in the CFHTLS, we apply our algorithm to a set of 24 lightcones computed by Henriques et al. (2012) from the Millennium Simulation (Springel et al. 2005) and built using the Guo et al. (2011) semi-analytical model. Since then, a new set of lightcones has been built by Henriques et al. (2015) using the Planck cosmology rather than the original Millennium Simulation cosmology (WMAP1). We also considered using the lightcone built in Merson et al. (2013) as was done for the Euclid CFC4.

To choose the mock data for this work we thus compared the number counts in each lightcone to the actual number counts of the CFHTLS. This is illustrated in Fig. 2.9 and Fig. 2.10. As it can be seen in these figures, the Henriques et al. (2012) lightcones are in better agreement than the two others when counting galaxies as a function of both magnitude and redshift. The total area of the 24 independent beams is ∼ 50 deg 2 , and thus contains ∼ 1000 halos in the redshift range 0.1 < z < 1.2 with mass M 200 > 10 14 M , where M 200 is the mass contained in a radius r 200 , inside which the density is 200 times the critical density of the universe. Such a cosmological volume enables us to properly assess the selection function of AMASCFI.

In the following, we present the modifications we applied to the lightcone to make it a fair representation of our data, and we compute the selection function of AMASCFI.

We converted the SDSS magnitudes of the simulated mocks to CFHTLS Megacam 

i Megacam = i SDSS -0.085 × (r SDSS -i SDSS ).
(2.8)

To make the mock galaxy catalogues from Henriques et al. (2012) comparable to our data, we need to add realistic noise to the redshift of each galaxy in the mock. Since the error on the photo-zs depends on redshift and on magnitude, we compute the mean 1σ uncertainty on individual photo-zs (as given by the LePhare software) in bins of 0.1 in redshift and 0.25 in magnitude for the W1 field. On average, this 1σ uncertainty closely follows the statistical error computed using spectroscopic redshifts, justifying the use of this quantity for our purpose. We decided not to add noise on the lightcone magnitudes themselves as the errors for the CFHTLS T0007 data release are below 0.01 for 95% of the sample at i < 23, and thus negligible compared to photo-z errors.

We then apply a Gaussian error with a zero mean and a standard deviation corresponding to the mean LePhare 1σ uncertainty in the corresponding bin of the lightcones. As in Adami et al. (2010), we did not account for catastrophic errors on the photo-zs in this simplified model. The effect on cluster detection is expected to be small since the outlier rate stays well below 10% for the chosen magnitudes and redshift cuts.

The final step consists in applying a masking procedure representative of the one used by TERAPIX on the CFHTLS T0007. To this end, we modify the sky coordinates of the galaxies in the lightcones to match a subarea of the CFHTLS representative of the observed masks and apply the VENICE program5 to remove galaxies from the masked regions. This step is important because masking could have an impact on the detection level of a cluster whose centre falls near a mask boundary.

We thus obtain lightcones resembling CFHTLS T0007 data in terms of masking and photometric redshift distribution, on which we can accurately compute our selection function.

CFHTLS selection function

We ran our detection algorithm on the simulation exactly in the same way as on the CFHTLS data, and thus obtain a catalogue of cluster candidates with a sky position, redshift, and detection significance. To compute the completeness and purity of the catalogue as a function of significance, redshift, and mass, we match our candidate cluster catalogue with the halo catalogue from the simulation. The centre of each halo is taken to be its central galaxy. To match a candidate cluster with a halo, we ranked our cluster candidates by significance and the halo catalogue by halo mass and consider that they are matched when the following conditions are simultaneously filled:

• the sky projected distance of the centres is less than the radius r 200 of the halo at the halo redshift;

• ∆z = | z halo -z AMASCFI | ≤ 0.1 × (1 + z).
We tested for different values of the allowed error on redshift and find that 0.1 × (1 + z) is a good compromise. It makes sense as it is about twice the galaxy photo-z uncertainty (∼ 0.05 × (1 + z)). Since we are interested in detecting clusters of galaxies, we compute our completeness for halos of mass M 200 > 10 14 M . However, computing purity with the same mass threshold would be too drastic. Indeed, some of our detections may correspond to halos of smaller masses (galaxy groups) and thus not be false detections per se. This arises from the intrinsic scatter (σ int ) that exists between halo mass and cluster richness. This scatter is found to be of the order 0.3 dex in the local Universe (Andreon & Bergé 2012). This means a halo with mass ∼ 3σ int below the 10 14 M threshold could have the same richness as a halo of 10 14 M . Following these considerations, we compute the purity of our candidate cluster catalogue for halos of mass M 200 > 10 13 M . In Fig. 2.11, we show the cluster completeness as a function of redshift for halos of mass M 200 > 10 14 M and as a function of halo mass in the entire redshift range 0.15 < z ≤ 1.1, for different S/N cuts. Error bars represent the 1σ confidence limit of a binomial distribution following Gehrels (1986). The bottom left panel of Fig. 2.11 shows the purity of our catalogue, while the bottom right panel breaks the degeneracy between mass and redshift, showing the completeness as a function of both parameters for S/N > 4. The error on the redshift assigned to a candidate cluster by AMASCFI (z AM ASCF I ) is estimated using the NMAD estimator. We find σ z clus = 0.025 × (1 + z) for halos of mass M 200 > 10 13 M . When considering only matched halos of mass M 200 > 10 14 M , this reduces to σ z clus = 0.018 × (1 + z). This is illustrated in Fig. 2.12 where we plot z AM ASCF I versus the true redshift of the matched halo in the simulation z M illennium . When computing completeness and purity as a function of redshift only, bins include clusters with a redshift ±2 × σ zclus from the central redshift of the bin, where σ zclus = 0.025 × (1 + z) is the statistical error on cluster redshift. The first bin is centred at z = 0.2 and the last at z = 1.0, with an offset of 0.1 between bins. When computing completeness as a function of mass, bins include clusters with a mass ±7.5 × 10 13 M from the central mass of the bin. The first bin is centred on 1.75 × 10 14 M and consecutive bins are offset by ±7.5 × 10 13 M , so that bins partially overlap and smooth the selection function. The last bin in mass only includes a lower limit and so includes all clusters more massive than 5 × 10 14 M .

When breaking the degeneracy between redshift and mass, we consider three bins in each parameter. This is done so that each bin is sufficiently populated to have reliable statistics. We choose to use the three redshift bins [0.1, 0.3[, [0.3, 0.5[, and [0.5, 0.7[ and mass bins ]10 14 M , 10 14.3 M ], ]10 14.3 M , 10 14.6 M ], and ]10 ) and the horizontal line the 90% purity limit.

For the three S/N cuts considered, the purity is > 70% in the entire redshift range, and >80% for z clus ≤ 0.8. The completeness is > 70% for the most massive clusters (log M 200 /M > 14.6) in the entire redshift range, while being always ∼70% for all clusters (log M 200 /M > 14) up to z clus = 0.4. As the redshift increases, large differences can be seen in the completeness depending on the S/N cut considered. The completeness becomes low (< 30%) for all S/N cuts for z clus > 0.8. This is due to the increasing errors on the photo-zs with redshift.

Since we want to use our cluster catalogue to compute cluster GLFs, the primary criterion is a high purity of the catalogue. We thus choose a cut at S/N > 4 that guarantees a purity > 90% up to z clus = 0. 14.3). In addition to its high purity, the cluster candidate catalogue used for the GLF computation is therefore also representative of clusters with mass M 200 > 10 14 M .

Mass, redshift, and S/N cuts for GLFs

In chapter 3, we study the properties of cluster GLFs, using the cluster candidates detected with AMASCFI. A study of this kind is usually done with a catalogue of confirmed clusters because the results are relatively sensitive to contamination by false detections. Thus, to study the cluster candidate GLFs, we need to choose cuts in S/N, redshift, and richness (or equivalently mass), which ensures a high purity. At the same time, we would like to keep the completeness to high enough levels so that the population of cluster candidates under consideration can be considered as fairly representative of the true cluster population.

Using the selection function we computed on simulations, we chose to cut our final catalogue for GLF computation at S/N > 4, z < 0.7 and M 200 > 10 14 M . This ensures a purity higher than 90% in the full redshift range (see bottom left panel of Fig. 2.11) and a completeness greater than 50% in all the redshift and mass bins considered. The lower mass limit enables us to probe low-mass galaxy clusters, and the redshift range to study the cosmic evolution of the cluster properties.

AMASCFI CFHTLS cluster catalogue

When applying AMASCFI to the four Wide fields of the CFHTLS T0007 data release photo-z catalogue, we detect 7100 cluster candidates at S/N > 3 in the redshift range 0.15 < z < 1.1. The full catalogue will be made available at the CDS6 . Optical images of three rich clusters are shown in Fig. 2.13 for illustration. In the following sections, we will compare our candidate cluster catalogue to previously published cluster catalogues on the Wide fields of CFHTLS. We will first make a comparison with other optically detected cluster candidate catalogues from Licitra et al. (2016) and Ford et al. (2015), and with X-ray detected cluster catalogues from Gozaliasl et al. (2014) and Mirkazemi et al. (2015). 

Matching AMASCFI cluster candidates with other optically selected cluster candidates

There are two public catalogues of optically selected cluster candidates, obtained from the CFHTLS observations, although both use the CFHTLenS photometric catalogue extracted from the data rather than the TERAPIX catalogue. The first is the Ford et al. (2015) cluster catalogue. It covers the four Wide fields of the CFHTLS and was obtained using the 3D-MF algorithm developed by Milkeraitis et al. (2010). The 3D-MF algorithm is a matched filter algorithm that assumes a cluster radial profile and luminosity function and detects clusters in overlapping slices of redshift. The full published catalogue contains 22694 cluster candidates with significance σ Ford > 3.5 in the redshift range 0.2 < z < 1.0.

To match the two catalogues we use the same matching procedure as in Sect. 2.7.3, except for the maximum radial projection between the centres of two matched clusters, which is fixed to 2 Mpc to account for the large errors on the sky position of cluster candidates and because we have no estimate of r 200 in the observations. When matching our catalogue with the full 3D-MF catalogue, we find 5285 cluster candidates in common, meaning that 75% of AMASCFI clusters have a counterpart in the 3D-MF catalogue. This agrees well with the purity of AMASCFI at S/N > 3, that we computed using the Millennium simulation (see Sect. 2.7.3), considering the 3D-MF cluster catalogue has high completeness (Milkeraitis et al. 2010). If we trim the 3D-MF catalogue to σ Ford > 5 (which corresponds to ∼ 1.5 × 10 13 M ) and σ F ord > 10 (which corresponds to ∼ 10 14 M ; Ford et al. 2015), there are respectively 6544 and 282 clusters left in the redshift range 0.2 < z < 1.0. AMASCFI respectively detects 3521 (∼ 54%) and 260 (∼ 92%) of these. Licitra et al. (2016) developed the RedGOLD cluster detection algorithm, based on the search for red-sequence galaxy over-densities. The search is done in slices of redshift, where the red-sequence colour is predicted using stellar population models. To select their cluster candidates, they impose a Navarro-Frenk-White (NFW) profile, and compute a richness estimator λ RedGOLD for each candidate. RedGOLD was applied to the CFHTLS W1 field. Their published catalogue includes 652 cluster candidates in the redshift range 0.14 ≤ z < 1.2. Out of the 7100 cluster candidates detected by AMASCFI, 2951 lie in the CFHTLS W1 field.

We use the same matching procedure as for the Ford et al. (2015) catalogue. Out of the 652 RedGOLD cluster candidates, 510 are also found by AMASCFI (78%), a result in good agreement with the ∼ 80% purity of both catalogues at the significance cuts used. If we only consider AMASCFI cluster candidates with S/N > 5.5, to have a comparable number of candidates in both catalogues (663 for AMASCFI and 652 for RedGold), 45% of cluster candidates are matched. Since the RedGOLD catalogue has an announced completeness of ∼ 70% and AMASCFI has less than 50% (at this S/N cut) in the redshift range considered, this is expected.

Matching AMASCFI cluster candidates with X-ray detected clusters

We also compare our candidate cluster catalogue with two X-ray detected cluster catalogues provided by Gozaliasl et al. (2014) and Mirkazemi et al. (2015), both obtained from XMM-Newton observations. The Gozaliasl et al. (2014) catalogue covers an area of 3 deg 2 inside the CFHTLS W1 field and includes 135 X-ray detected groups and clusters up to z = 1.1, while the Mirkazemi et al. (2015) catalogue was built by pointing at given optically selected cluster candidates; it includes 196 X-ray detected groups and clusters up to z = 1.1 in the CFHTLS W1, W2, and W4.

Both catalogues provide M 200 for each cluster, obtained by applying the scaling relation between weak lensing mass and X-ray luminosity (M 200,W L -L X ) obtained by Leauthaud et al. (2010). We re-calibrate these masses according to the Kettula et al. (2015) scaling relation as it presents the advantage of measuring the weak lensing mass for individual clusters, while Leauthaud et al. (2010) stacked the lowest mass clusters in quite poorly populated bins.

The intrinsic scatter in the relation and the errors on the fit parameters are propagated to obtain the errors on the mass estimates. Finally, we translated cluster masses into our own cosmology (only H 0 = 70 km s -1 Mpc -1 differs).

When comparing the mass distributions obtained from the M 200,W L -L X relations to that obtained by applying AMASCFI to the Millennium simulation, we find that the Leauthaud et al. (2010) M 200,W L -L X relation under-predicts the number of clusters with M 200 > 10 14 M , while the number of clusters predicted by the Kettula et al. (2015) relation is in good agreement. Parroni et al. (2017) recently found similar results, with the Leauthaud et al. (2010) normalisation being too low, when compared to their CFHTLenS data, especially in the range M 200 > 10 14 M , which is of main interest in our study. These arguments lead us to believe that our choice to use Kettula et al. (2015) scaling relation in our analysis was the correct one.

Having obtained these mass estimates, we can match our cluster candidates with the X-ray detected clusters and see how well AMACSFI re-detects them as a function of mass and redshift. However, neither Gozaliasl et al. (2014) nor Mirkazemi et al. (2015) provide the completeness of their catalogues for given mass and redshift. Thus they cannot be used to properly compute a selection function of our algorithm, but only give us insights into how AMASCFI performed on the CFHTLS T0007 data. We use the same matching procedure as in Sect. 2.7.3, using for r 200 the value given in the original catalogue.

There are 68 groups in the Gozaliasl et al. (2014) catalogue with z < 0.75. In the same area AMASCFI detects 51 clusters at S/N > 4 and z < 0.7, 23 of them also being in the Gozaliasl et al. (2014) catalogue (see Fig. 2.14a). In addition, AMASCFI detects all but two X-ray clusters with M 200 > 10 14 M up to z = 0.6. The Mirkazemi et al. (2015) catalogue contains 130 clusters with z < 0.75, while AMASCFI detects 1872 clusters at S/N > 4 and z < 0.7 in the W1, W2, and W4 fields. There are 66 clusters in common between the two catalogues (see Fig. 2.14b). When using the detections in common with the X-ray catalogues, the statistical error on the redshifts of the AMASCFI clusters is the same as that computed on the Millennium simulation (σ clus = 0.025).

We did not match our cluster candidates with X-ray detected clusters from XXL because the published catalogue from Pacaud et al. (2016) only includes XXL most massive clusters/groups and thus covers a mass range less interesting than the Gozaliasl et al. (2014) and Mirkazemi et al. (2015) catalogues combined. The full XXL catalogue was not yet public while writing this thesis.

Mass-richness calibration

The richness of a cluster is known to be a proxy for its mass, which is not measurable directly. Having an estimator with as small a scatter as possible in the mass-richness relation is of great interest to study the dependence of cluster properties on mass. We can use our GLF computation method (see Sect. 3.2) to derive such a richness estimator for our cluster candidates. Rykoff et al. (2012) showed that including blue cluster members in their richness estimate increased scatter in the L X -richness relation from σ ln L X |λ = 0.63 to σ ln L X |λ = 0.72 at the 2σ level. With this result in mind, we decided to build our richness estimator based on the cluster GLF of early-type galaxies (ETGs). Our goal was to count the number of red ETGs brighter than a given absolute magnitude, so we can directly use the counts in absolute magnitude that are also used to build our GLF.

We computed the ETG GLF in a 1 Mpc radius. We then summed the number counts in absolute magnitude bins, after removing field counts, for galaxies brighter than 0.2 × L * , i.e. M < M * + 1.75. Here M * (respectively L * ) is the characteristic absolute magnitude (luminosity) of a cluster, and is obtained from a Schechter fit to the GLFs stacked in redshift bins. It is the magnitude of the Shechter function knee, i.e. the transition between the power-law and exponential behaviours of the function (see chapter 3 for details). We took a constant M * equal to the mean M * over our redshift range: M * z = -22.6. The 90% completeness limit of our sample being i = 23, we were able to reach M * +1.75 up to z = 0.7. Thus, our richness estimator was homogeneous up to z = 0.7, and we did not compute the richness for clusters with higher redshifts.

We calibrated our richness R to X-ray derived cluster masses, using the catalogues from Gozaliasl et al. (2014) and Mirkazemi et al. (2015) to infer the mass for all our cluster candidates up to z = 0.7. We used the catalogue of matched clusters derived in Sect. 2.8.2 and fitted the M 200 -R relation as

log 10 M 200 M = β + α × log 10 R 40 , ( 2.9) 
where the pivot value for richness is taken to be 40 as in, e.g. Licitra et al. (2016); Rykoff et al. (2012). Figure 2.15 shows the mass-richness relation for the 82 clusters detected by AMASCFI with an X-ray counterpart in either the Gozaliasl et al. (2014) or Mirkazemi et al. (2015) catalogues up to z AM ASCF I = 0.7. The fit was done using the John Meyers python implementation of the linmix err IDL routine (Kelly 2007) with a default superposition of three Gaussians. This Bayesian approach considers that the errors follow a Gaussian distribution, while the error on the richness is Poissonian by nature. However, we verified that every cluster has a high enough richness (R > 10) for the Poisson law to be closely approximated by a Gaussian. We note that four clusters have a richness 5 < R < 10. Yet, we kept them in the analysis as they should not significantly affect the errors on the fit and improve the representation of low-mass clusters. We obtain β = 14.68 ± 0.04, α = 1.34 ± 0.15, and the intrinsic dispersion σ int = 0.13 ± 0.03 dex.

Comparing our scaling relation with the literature is not straightforward since different richness estimators will yield different scaling relations. However, our definition of richness is similar to that computed by the RedGOLD algorithm (Licitra et al. 2016), i.e. counting bright ETGs in a given radius. The main difference is that contrary to Licitra et al. (2016), who scale the radius in which the richness is computed iteratively, we fixed this radius to 1 Mpc. We compare the two estimators in Fig. 2.16, plotting the AMASCFI richness estimator R AMASCFI versus the RedGOLD richness estimator λ RedGOLD for the matched 13 13.5 clusters. We find a good correlation between them, the AMASCFI richness being 16 % lower in the mean than RedGOLD richness. Parroni et al. (2017) used the RedGOLD catalogue to compute a mass-richness scaling relation from weak-lensing masses and their results are similar to ours, but with lower α and β. This is expected because our richness estimates are lower than theirs. We also find a similar intrinsic scatter σ int , showing that both estimators are similarly good mass proxies, as previously argued by Andreon & Hurn (2010).

Using the fit result, we can infer the posterior probability distribution for the mass of each candidate cluster for which we have computed a richness. As discussed previously (Sect. 2.8.2) this gives us a mass distribution for our cluster catalogue that is in good agreement with that derived when applying AMASCFI to simulations. 

How to improve AMASCFI ?

I presented so far the version of AMASCFI that I developed in my first year of PhD. I showed in Sect. 2.4 that it is a big improvement on the previous version of the algorithm (AMACFI). I also quantified its performances on the CFHTLS, and showed how it compares to other cluster finders, both in the CFHTLS and using the analysis performed in the context of the Euclid CFC4.

Here I propose to explore (in more or less details) a few trails that could enhance the performances of the algorithm, while keeping its general philosophy of a geometrical cluster finder based on adaptive KDE.

MST and probing lower S/N

As was already mentioned in Sect. 2.6.2, in order to probe low S/N in the CFC4, we modified the way we set the detection limit in the density maps following equation 2.6.

Yet, in the CFC4 we kept using a linking length of 1 Mpc in the MST when cleaning for multiple detections. This value was originally chosen in Sarron et al. (2018) to ensure good cleaning of the catalogue, and thus maximise purity (compared to lower values), and prevent over-merging (compared to higher values).

Yet when lowering the detection threshold, the number of detections rapidly increases. Thus with the same linking length of 1 Mpc, the number of branches as well as the spatial extent of each tree will therefore increase. To put it another way, over-merging of different clusters / groups will increase, and thus affect the completeness of the sample. At the same time, this shall reduce the number of spurious detections kept after the MST, as a lot of them will be merged with more significant detection. Thus the purity will stay high, even though we probed low S/N. This is exactly what happened in the CFC4, as was already mentioned in Sect. 2.6.3. This is illustrated in Fig. 2.17 where we show the increase in the number of detection in a individual slice of the CFHTLS when lowering the threshold to S/N = 1.

To give a more quantitative argument, we can study how the number of detections and candidate clusters change for different S/N cuts and MST linking lengths, using the Millennium modified lightcone presented in Sect. 2.7.2. When going from the CFHTLS prescription to CFC4 prescription at S/N = 1, the number of detections is multiplied by a factor ∼ 3. On the other hand at fixed MST linking length of 1 Mpc, the number of candidate clusters only increases by a factor ∼ 2. When decreasing it to 0.5 Mpc instead, the initial factor of ∼ 3 is conserved, thus indicating the same level of fragmentation/overmerging as for the CFHTLS case. If one goes down to 0.25 Mpc, the increase is of a factor ∼ 4, which might be due to higher fragmentation rate (i.e. failure to properly clean multiple detections of the same cluster).

To investigate this further, Fig 2.18 shows AMASCFI RoC curves for cluster detection down to S/N = 1 for different MST linking lengths in the Millennium modified lightcones. These RoC curves are computed for z < 0.8 in order for the lightcones to be as deep as m * + 1, since the dimming in magnitude is the main factor for the completeness decrease (as it was argued in Sect. 2.6.3).

The 1 Mpc case corresponds to the version of AMASCFI that was run on the CFC4. We see that by decreasing the linking length to 0.5 Mpc, we reach a higher completeness level, and increase the purity at given completeness in the range 0.7 < C < 0.8. On the other hand, when decreasing the linking length too much (0.25 Mpc), the purity at a given completeness decreases. The is due to the inclusion of more spurious detections and to a larger fragmentation rate. These results should apply to AMASCFI in the CFC4 analysis. Indeed, as was already mentioned in Sect. 2.6.3 the completeness and purity of AMASCFI are relatively constant with redshift. I argued that this is due to the depth of the Euclid mock, sampling galaxies down to m * H + 1 up to z = 2 (for m H < 23 ). By limiting our CFHTLS analysis to z = 0.8, we ensured the same m * + 1 depth. Thus the behaviour of AMASCFI showed here should apply to the CFC4.

Magnitude cuts

AMASCFI uses a quite simple magnitude cut in the pre-processing of the catalogue. This is a cut performed at the apparent magnitude where the error on the photo-z reaches a chosen limit. This maximum error is taken to be smaller than σ z < 0.05 × (1 + z), so that the width of the redshift slices is not so big as to dilute the signal. This is a rather simple prescription, and some authors [START_REF] Benoist | Building the Euclid Cluster Survey -Scientific Program[END_REF][START_REF] Gonzalez | Building the Euclid Cluster Survey -Scientific Program[END_REF]) have used a more sophisticated magnitude cut, based on galaxy intrinsic luminosity.

Indeed, by applying a magnitude cut in apparent magnitude, we are not probing the same range of galaxy luminosities at different redshifts. We are thus including fainter galaxies at low redshift than at high redshift.

The luminosity cut enables one to have a more homogeneous sampling between different redshifts. The S/N of identical clusters (same richness) should then be stable with redshift. Such a luminosity cut is usually done using the redshift evolution of the apparent magnitude of the galaxy luminosity function knee m * (e.g. using Bruzual & Charlot 2003).

Implementing such a cut on AMASCFI would thus make its S/N a better mass proxy. Since such a cut is performed for the (a posteriori) richness computation, this would make the whole analysis more homogeneous.

Also, when pushing to low S/N detections (see Sect. 2.9.1), this would surely improve the purity of the sample. Indeed, by only imposing a simple apparent magnitude cut, in the low S/N regime, AMASCFI might detect many spurious alignments of faint galaxies. The a priori luminosity cut, keeping only the brightest galaxies would only allow for chance alignments of bright galaxies, thus reducing the number of false detections.

Using the PDZ

AMASCFI exploits the redshift information through the point estimation of the photometric redshift. Yet, it has been argued that when working with photometric redshifts, one should rely on the full PDZ to use as much information as possible, rather than reducing the dimensionality to a single point. This is something we explored but did not retain in Sarron et al. (2018). Indeed, since we did not implement at the time the PDZ computation in the mock catalogues we created to compute the selection function, we decided to make AMASCFI rely on the photo-z estimate only.

This choice was made after comparing density maps of the CFHTLS where galaxies included in the slice were given their probability to be in the slice as a weight, with the non-weighted density maps. In the CFHTLS the boost given to over-densities by including the PDZ information seemed weak, and we thus decided not to use the PDZ weighting for the sake of simplicity.

Since then, I have proceeded to compute the PDZ for galaxies in mock catalogues. This can be computed from their redshift uncertainty following Castignani & Benoist (2016):

P g (z) = 1 σ(z, m g ) exp - (z -z p,g ) 2 2σ(z, m g ) 2 , ( 2.10) 
where m g , z p,g and σ(z, m g ) are respectively the magnitude, photo-z and photo-z uncertainty of the galaxy. While Castignani & Benoist (2016) used the simplified prescription:

σ(z, m g ) ∼ σ(z) = σ 0 (1 + z), (2.11)
here we use our discrete sampling of σ(z, m g ) instead. So for a given galaxy, m g and z p,g are fixed, but σ(z, m g ) is a function of z, so that the PDZ will not simply be a Gaussian centred at z p,g . We refer to Castignani & Benoist (2016) for a more detailed discussion on this topic. We could thus now compute the AMASCFI selection function when using the full PDZ information. In chapter 4, we use a mock catalogue with a PDZ for each galaxy to assess the quality of reconstruction of cosmic filaments. We show that including PDZ weighting allows a better density reconstruction. Thus, we plan to implement this feature in future versions of AMASCFI and expect improved performances.

Conclusions

I presented AMASCFI, a photometric galaxy cluster finder. I computed the selection function of the algorithm on the CFHTLS data and presented the candidate cluster catalogue derived in Sarron et al. (2018). Knowing its selection function, I was able to use the catalogue to study the redshift evolution of the cluster galaxy luminosity function up to z = 0.7. These results are featured in chapter 3 of the present thesis.

A detailed comparison of AMASCFI with other cluster finders on the CFHTLS and using the analysis of the CFC4 (Adam et al. in prep.) was also presented. It shows the good performances of the algorithm, but I showed it can still be improved and proposed a few ideas to do so.

Chapter 3

Cluster Galaxy Luminosity Function 

Introduction

Galaxy clusters are known to host a so called red sequence (RS) of galaxies. These are galaxies that exhibit a tight colour-magnitude relation (CMR) and are redder than field galaxies at the same redshift [START_REF] Aaronson | [END_REF]Bower et al. 1992).

As mentioned in chapter 2, these galaxies are of interest for a number of cluster finder algorithms. Yet they are also important to probe the underlying physical processes that drive quenching in dense environments.

Massive early-type galaxies (ETGs) in clusters are known to have formed at an early epoch in the Universe. Indeed many studies find evidence for an already existing RS of bright elliptical galaxies in clusters as distant as z ∼ 1.5 -2 (Tanaka et al. 2013).

These massive passive galaxies go from a weak RS at z ∼ 2 (Gobat et al. 2011;Tanaka et al. 2013) to having a relatively tight CMR at z ∼ 1.5 (Mullis et al. 2005;Mei et al. 2006;Eisenhardt et al. 2008;Kurk et al. 2009;Hilton et al. 2009;Papovich et al. 2010) and are compatible with a formation redshift z f ∼ 3 -5. They seem to have formed earlier than the fainter RS galaxies observed at low redshift (Rudnick et al. 2009;Jaffé et al. 2011). Yet, the formation time and process of fainter ETGs in clusters is still a matter of debate. One popular method to study this fainter population is to look at the distribution of galaxy luminosities φ(L)dL or magnitudes φ(M )dM (i.e. the galaxy luminosity function, hereafter GLF) in clusters. Indeed, the evolution of the RS GLF faint-end with redshift and mass gives insight into the formation process of these faint RS galaxies i.e. the effect of the cluster environment on the quenching of star formation. This tool also allows one to better understand different galaxy populations in clusters (e.g. early-type galaxies vs late-type galaxies).

While for nearby clusters, the faint end of red passive galaxies appears to be flat (e.g. Gaidos 1997;Paolillo et al. 2001), its evolution at higher redshift is still somewhat controversial (see e.g. Boselli & Gavazzi 2014, for a review). Many studies have indeed found it experiences a mild decrease with redshift (e.g. Smail et al. 1998;De Lucia et al. 2004;Tanaka et al. 2005;De Lucia et al. 2007;Stott et al. 2007;Gilbank et al. 2008;Rudnick et al. 2009;Vulcani et al. 2011;Martinet et al. 2015;Zenteno et al. 2016;Martinet et al. 2017;Zhang et al. 2017), while some authors find no evolution with redshift (e.g. Andreon 2008;De Propris et al. 2007, 2013, 2015;Cerulo et al. 2016). This is illustrated in Fig. 3.1. Recently Martinet et al. (2017) ruled out the possibility that these differences could arise from surface brightness selection biases between ground-and space-based observations. Yet these differences are hard to interpret because they could still be due to either different methods, cluster-to-cluster variations in small samples, and dependence on cluster properties such as mass (Lan et al. 2016;Zhang et al. 2017) or dynamical state (De Propris et al. 2013).

Working with bigger samples of galaxy clusters might help in solving the debate as it enables to disentangle the potential effect of different parameters such as redshift, mass, dynamical states, large-scale environment, etc. This is was the idea behind the work published in Sarron et al. (2018) and presented in this chapter (Sect. 3.3 and 3.4). Indeed, we use the candidate cluster sample obtained with AMASCFI on the CFHTLS (see Sect. 2.8) to study at the same time the mass and redshift dependence of the cluster GLFs for different galaxy populations. We can carry such a study only thanks to the size of our cluster sample.

Moreover, in the current paradigm of structure formation, galaxies are believed to form and evolve within dark matter halos. Two main approaches to model the link between galaxies and their host halo have been extensively studied in the literature. The so-called Halo Occupation Distribution (HOD), P (N |M h ), describes the probability of having N galaxies with some properties in a halo of mass M h (e.g. Peacock & Smith 2000;Scoccimarro et al. 2001;[START_REF] Berlind | [END_REF] and the Conditional Luminosity Function (CLF), Φ(L|M h )dL, that is the galaxy luminosity function at a given halo mass. It refines the HOD by considering the number of galaxies with luminosity L ± dL/2 (e.g Yang et al. 2003;van den Bosch et al. 2003van den Bosch et al. , 2007)).

The GLF at redshift z is a function of the CLF at redshift z, Φ(L|M h , z). Following Mo et al. (2010), it can be written explicitly as:

φ(L, z)dL = dL Φ(L|M h , z) n(M h , z) dM h , (3.1)
where n(M h , z) is the mass function of dark matter halos at redshift z.

Thus obtaining observational constraint on the CLF at different redshifts is important for testing models of galaxy formation and evolution used in semi-analytical models. As already mentioned, the size of our cluster sample allow us to carry such a work for halos of mass M h > 10 14 M and redshift 0.1 < z < 0.7. With this idea in mind I thus put constraints on a simple model describing the CLF Φ(L|M h , z). These results are presented in Sect. 3.5.

Cluster galaxy luminosity functions

We wanted to study the evolution of the cluster luminosity functions (GLFs) with redshift and their dependence on cluster mass. Our method for computing GLFs is based on the method developed in Martinet et al. (2015) and adapted to the specificity of CFHTLS T0007 data. Taking advantage of the size of our sample, we were able to break the degeneracy between mass and redshift. We computed GLFs of our cluster candidates in the i rest frame band using photo-z information to estimate the cluster membership of galaxies. We used the i band because for photo-z computation, the full T0007 catalogue was cut at i < 24, so it is complete in this band only. Martinet et al. (2015) showed that GLFs behave similarly in the V, R, and I bands, so our conclusions are quite general.

Completeness limit

One key point when computing GLFs is to properly define the 90% completeness limit of the sample. The CFHTLS data have the advantage of being homogeneous across the whole field and the 80% completeness limits were computed by TERAPIX. However, these depth limits show substantial variations from tile to tile. Indeed, the deepest tile has a 80% completeness limit of c i ,80% = 24.07, while the shallowest has c i,80% = 23.30 (the mean being c i ,80% = 23.72). To obtain the 90% completeness limit, we used data provided in T0007 of the CFHTLS, where the completeness limit is assessed using simulations.

We decided to be conservative and to take the same 90% completeness limit in all the fields: c i ,90% = 23.0. This has two main advantages: the first is that we were able to study homogeneously our entire sample, and the second is that photo-zs become noisier for magnitudes fainter than i = 23 (σ ∆z phot /(1 + z s ) ∼ 0.07 and η >∼ 10 -15%), so that considering fainter galaxies may have affected the quality of our analysis.

This apparent magnitude completeness limit is translated to an absolute magnitude completeness limit by adding the distance modulus and k-correction. We used the kcorrections computed by LePhare. The software computes the theoretical k-correction from the best fit template and best estimated redshift of the galaxy. Here we want our completeness value to be correct for all types of galaxies. We thus selected all the galaxies with a redshift ±0.05 × (1 + z clus ) from the cluster redshift and computed for each template the mean k-correction. For our result to hold for both early-and late-type galaxies (ETGs and LTGs, see Sect. 3.2.4), we computed the mean k-correction over ETG templates and LTG templates and the final value was taken as the maximum of these two quantities.

Galaxy luminosity function computation

To compute our GLFs, we used the final catalogue containing all the relevant information for each galaxy: position in the sky, photo-z, and apparent and absolute magnitudes in the i band. For each cluster, we selected galaxies in a cylinder of radius 1 Mpc and length ± 2 × 0.05 × (1 + z clus ). Part of these galaxies are not cluster members but rather background or foreground galaxies, so we needed to remove the field contribution because the photo-z statistical error of ∼ 0.05 × (1 + z s ) is larger than the typical size of a cluster ∼ 0.001 × (1 + z) (see e.g. Evrard et al. 2008).

We call the galaxies thus selected the candidate cluster galaxies in the following. Once this selection was done, we fixed all the candidate cluster galaxies to the cluster redshift and re-ran LePhare without fitting the photo-zs (parameter ZFIX). LePhare only fits the best template, which might be different when we force z gal = z clus as discussed in Martinet et al. (2015). This allows us to determine the template k-correction, and hence the absolute magnitude of each candidate cluster galaxy more accurately, as these are redshift dependent properties.

We then subtracted the field contribution from our candidate cluster galaxies. The field galaxies are defined for each redshift slice as galaxies more than 2 Mpc away from any detected cluster in the slice. We normalised the field to each cluster area before subtracting galaxy counts.

One point that needs to be dealt with carefully is that field galaxies have k-corrections computed at their own redshift, while for the candidate cluster galaxies the k-correction was computed at the cluster redshift. An error in the k-correction could move a galaxy from one absolute magnitude bin to another in our GLF, thus distorting the actual GLF.

To avoid this effect, we removed the field contribution in bins of apparent magnitude. We counted candidate cluster galaxies and field galaxies in bins of 0.5 magnitude and applied a weight to all galaxies in the bin equal to the ratio of cluster to field galaxies in the bin. Once field counts were subtracted, we normalised our GLFs to 1 Mpc 2 . This was done so that we can compare the GLFs at different redshifts.

When computing the GLF of early-type and late-type galaxies separately, the field substraction is done separately for each type (see Sect. 3.2.4 for classification scheme).

Stacking the GLFs

Because of low number counts, individual cluster GLFs are noisy. This is illustrated in Fig. 3.2 where we show the GLF of high mass (left) and low mass (right) individual clusters. We see that the error bars are quite big. Moreover the shape of the low mass cluster GLF is not clear. This prevents fitting accurately a Schechter function to individual clusters in the range of mass considered in this work (M 200 > 10 14 M ). Thus, we cannot use individual GLFs to infer the dependence of the faint-end slope of the GLF with mass and redshift. To increase our S/N, we stacked our GLFs in bins of redshift and mass. This also enables to de-correlate the redshift and mass dependence. Stacking was done as in Martinet et al. (2015) using the standard Colless method (Colless 1989). The idea is to average cluster galaxy counts in each absolute magnitude bin, including all clusters that are 90% complete in this bin. Clusters first have to be normalised to the same area and to a fixed richness. We normalised all clusters to 1 Mpc 2 . For the richness we used our estimator described in Sect. 2.8.3. The main advantage of this method compared to
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M abs (i) For each figure, the cluster redshift and mass are indicated. The black vertical line indicates the 90% absolute magnitude completeness limit. a classical average of GLFs is that we are able to use as much information as possible. Indeed, with a classical method, the average would only be done in the absolute magnitude bins which are 90% complete for all the clusters considered, thus limiting our capacity to probe the faint-end in a given redshift range.
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Galaxy counts and their errors are summed following Eqs. 3.2 and 3.3, respectively, where N (j) and σ(j) are the stacked galaxy counts and galaxy count errors in magnitude bins j, the index i indicates single cluster values, S i is the area of cluster i, N c (j) is the number of clusters in the bin j, and N 0,i and N 0 (j) are the richness of cluster i and the mean richness of clusters in the j bin:

N (j) = N 0 (j) N c (j) i N i (j) S i N 0,i , (3.2) σ(j) = N 0 (j) N c (j) i σ i (j) S i N 0,i 2 . (3.3)
To retain the Poissonian distribution of the counts, we weight the individual variances by the square of the cluster area, as for the galaxy counts, and not simply the area. We did not take into account the clustering error in our estimation of the individual variances, because it is negligible compared to the Poisson error. We fit the stacked i band GLFs with a Schechter function (Schechter 1976) :

φ(L)dL = φ * L L * α e -L/L * dL L * , ( 3.4) 
which converted to an absolute magnitude function reads :

N (M ) = 0.4 ln(10) φ * 10 0.4(M * -M ) α+1 e -10 0.4(M * -M ) , (3.5) 
where φ * is the characteristic number of galaxies per unit volume, M * (L * ) the characteristic absolute magnitude (luminosity), and α the faint-end slope of the GLF. The fit is done with a χ 2 minimisation. The error bars on the parameters correspond to the 1σ confidence level and are computed from the covariance matrix, evaluated at the best parameter values. These single parameter error bars include the effects of correlations with other parameters.

As in Martinet et al. (2017), we convert the final χ 2 value in a confidence probability p assuming a χ 2 distribution with three degrees of freedom (α, M * , φ * ) :

p(χ 2 , 3) = 2 √ π   √ π 2 erf   χ 2 2   -exp - χ 2 2 χ 2 2   . (3.6)
The fit to the GLF is done with a single Schechter function. A double Schechter fit is sometime preferred in the literature to account for the observed faint-end upturn (e.g. Popesso et al. 2006). However, Our choice is justified by the limiting magnitude of our data. Indeed our faintest completeness limit (low redshift bin) is M i,lim = -17.4. This roughly corresponds to the magnitude at which Popesso et al. (2006) start seeing a faint-end upturn. We can not probe this upturn here and thus do not need to include a second Schechter function in the fit.

We wanted to study the dependence of the GLFs with redshift and cluster mass. So we binned our cluster candidates in this 2D parameter space, and stacked the clusters in each bin using the Colless method described above. As mentioned in Sect. 2.7.3, we chose to use the three redshift bins [0.1,0.3[, [0.3,0.5[, and [0.5,0.7[. These redshift bins are wide enough to be well populated and narrow enough to study the redshift dependence of the GLFs. We also consider the three mass bins ]10 14 M , 10 14.3 M ], ]10 14.3 M , 10 14.6 M ], and ]10 14.6 M , ∞ [ (see chapter 2 for details on the cluster mass estimate).

Early-and late-type galaxies

To better understand the properties of clusters, it is interesting to study their different galaxy populations. Ideally this problem could be dealt with in a complex manner by classifying many types of galaxies (early quiescent ellipticals, late dust-free spirals, late dusty spirals, starburst galaxies, early spirals, galaxies transiting from late spiral to early elliptical, etc.). However, the automatic classification of galaxies in such a complicated The blue and red points respectively show the new templates considered as late-type galaxies (LTGs) and early-type galaxies (ETGs). The bigger the point, the brighter the galaxy. The black squares show galaxies moving from ETG to LTG and vice versa. The old template is the best fit template in the original catalogue (the redshift is free to vary during the SED fitting), while the new template is the best fit template when we force the galaxy to be at the cluster redshift (z phot,gal = z clus ). This illustrates that template fitting of galaxies is quite sensitive to small changes in redshift, but that classifications are relatively stable.

scheme is very difficult. Indeed, the more templates/categories we try to fit the data with, the more degenerate the classification. We used LePhare templates to classify galaxies as ETGs and LTGs. We recall that the LePhare SED fitting for cluster members is done using the ZFIX parameter with z gal fixed at z clus . We verified that this small redshift shift does not significantly affect our ETG-LTG separation by comparing cluster best fit galaxy templates before and after fixing galaxy redshifts. This is shown in Fig. 3.3 for a rich cluster at z = 0.35. We find that the best fit template is quite sensitive to a moderate change in redshift, with most galaxies having their templates changed, yet the classification as ETG or LTG only changes for ∼5% of the galaxies. This is due to the degeneracy between the spectra of ETGs and of LTGs with a dust component. It is a well-known limitation of template fitting codes, but since the fraction of these objects stays low it should not affect our conclusions.

Our classification somehow differs from the usual red-sequence (RS) classification used

Results

in most of the literature. Understanding how the two compare is important to properly compare our results with previous studies. First, we would like to point out that previous studies also used techniques that differed from each other. Some used a simple colour cut (Popesso et al. 2006). Other studies fitted a proper red sequence with a tilt in a colour-magnitude diagram, but either with a fixed slope (e.g. Martinet et al. 2015;De Lucia et al. 2007) or varying both the slope and the intercept (e.g. Cerulo et al. 2016;De Propris et al. 2015). To compare both classifications, we fitted a RS to each of our clusters in (g -i) versus i using

g -i = -0.0436 × (i -m * i ) + b, (3.7)
where the slope is fixed at -0.0436, as in Martinet et al. (2015), and the intercept is computed at m * i , which is the observed characteristic magnitude computed from the mean M * over our redshift range: M * z = -22.6. As a first guess for the intercept, we interpolated the elliptical galaxy colour from Fukugita et al. (1995) to each cluster redshift and selected a wide preliminary RS with a width of 0.6 in magnitude. For the galaxies thus selected, we then fitted a RS with a free ordinate b and selected galaxies at ±0.3 in magnitude around this final RS. An example of the RS fit and galaxy selection is shown in Fig. 3.4 for three rich clusters at different redshifts. We checked the robustness of the fit on these clusters by changing by 0.2 the colour used for pre-selection based on Fukugita et al. (1995) and allowing the slope to vary.

Both checks prove our selection to be robust, as the slope only changes by 0.01 and the intercept by 0.05. Thus, only a few galaxies change their population type compared to our final RS selection. This RS selection is compared to our ETG/LTG classification in Fig. 3.4. One can see that at low redshift our selection discards part of the RS selected galaxies, especially at faint magnitudes, while the two methods agree well at high redshift. The difference at low redshift arises because some of the galaxies in the RS are actually LTGs reddened by dust. With the observing bands we have, it is hard for LePhare to properly segregate between ETGs and dusty-LTGs for a given galaxy. However, statistically speaking, our selection is closer to a true quiescent versus star-forming selection than the RS, because it is less polluted by these dusty-LTGs. Quantitatively, for the three clusters checked 99%, 92%, and 73% of our ETGs are also RS galaxies. Inversely, there are, from low to high redshift 65%, 80%, and 96% of RS galaxies that are classified as ETGs.

The final effect on the GLF is hard to predict since the field of a RS selection has higher number counts than the field of an ETG selection. To properly investigate how the two methods compare with regard to the stacked GLFs, we thus built the RS GLFs for all clusters and compared the RS stacked GLFs to the ETG stacked GLFs in our nine bins of masses and redshifts.

Results

In this section we present the results of the GLFs of our cluster sample. We first analysed how the fraction of ETGs depends on redshift and mass. We then studied the stacked GLFs of our cluster sample. As pointed out in Sect. 2.7.4, we stacked cluster candidates with a mass larger than 10 14 M and redshift 0.15 < z clus < 0.7 in corresponding redshift and mass bins. We study in particular how the parameters of our fitted Schechter functions depend on redshift and mass independently, to finally break the degeneracy between these two parameters by binning our stacked GLFs in this 2D parameter space. Smaller black points are galaxies selected as RS members, i.e. lying ±0.3

from the best fit RS.

3.3. Results Using the methods presented in Sects. 3.2.2 and 3.2.4 we are able, for each individual cluster candidate, to compute the number of ETGs and LTGs down to M * + 1.75. We can thus compute the fraction of ETGs for each candidate cluster. As for the richness computation, counting galaxies down to M * + 1.75 enables us to cover the redshift range 0.15 < z clus < 0.7 homogeneously, as all clusters are complete at this magnitude limit in this redshift range.

ETG fraction in clusters

To study the dependence on redshift and mass, we first bin our cluster candidates with mass larger than 10 14 M in three mass bins. For each mass bin, cluster candidates are binned in redshift and the mean ETG and LTG fractions are computed. The results are shown in Fig. 3.5, where the galaxy type fractions are compared to the redshift dependence when no segregation in mass is performed. The error bars represent the standard errors on the mean.

This analysis shows a clear increase in the fraction of ETGs in cluster candidates (M 200 > 10 14 M ) with decreasing redshift, from 53 ± 1% at z = 0.6 to 69 ± 1% at z = 0.2.

When segregating our cluster candidates into mass bins, we find that the fraction of ETGs at a given redshift is strongly dependent on mass. At z = 0.2, the mean fraction of ETGs in our cluster candidates is 66 ± 2% for the lowest mass bin (14 < log M 200 /M ≤ 14.3), 72 ± 2% for the intermediate mass bin (14.3 < log M 200 /M ≤ 14.6), and 78 ± 2% for the highest mass bin (log M 200 /M > 14.6). At z = 0.6, the mean fraction of ETGs in our cluster candidates is 49 ± 1% for the lowest mass bin, 57 ± 1% for the intermediate mass bin, and 67 ± 2% for the highest mass bin.

GLFs of clusters stacked in redshift

Computing the stacked GLFs of our cluster candidates in bins of redshift, we are able to study the redshift evolution of our Schechter fit parameters. As mentioned in Sect. 3.2.3, the Schechter fits of individual cluster candidates are too noisy to study their redshift or mass dependence. We thus stack our cluster candidates using the Colless method. 3.1 -Parameters of the Schechter fits to the stacked cluster GLFs in each redshift bin. As in Fig. 3.6, the central redshift of the slice is indicated. Galaxy clusters are selected in the range z slice ± 0.1. The 'compl' and 'p' columns correspond to the completeness limit to which the fit is done and the goodness of the fit normalised to one, respectively. are listed in Table 3.1, where we also provide the absolute magnitude limit to which the fit is performed (compl) and a goodness of fit parameter (p) defined in Eq. 3.6.
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In our three redshift bins, the Schechter fits to the GLFs of all the galaxies, ETGs and LTGs all converged with a goodness of fit parameter p > 0.94. We study the evolution of the three fitted parameters: the normalisation φ * , the characteristic absolute magnitude of the knee M * , and the faint-end parameter α. Figure 3.7a summarises the results, where each parameter is plotted against redshift. Figure 3.8 shows the confidence ellipses on the values of M * and α. For the faint-end parameter α, there is a mild flattening with decreasing redshift for the ETG and the LTG populations. The ETG population GLF faint end flattens from α ETG = -0.65 ± 0.03 at z = 0.6 to α ETG = -0.79 ± 0.02 at z = 0.2, i.e. a difference of 0.14 with a significance of 3.9σ. The LTG population GLF faint end steepens from α LTG = -0.95 ± 0.04 at z = 0.6 to α LTG = -1.26 ± 0.03 at z = 0.2, i.e. a difference of 0.31 with a significance of 6.2σ. The overall population GLF faint end steepens from α all = -0.96 ± 0.02 at z = 0.6 to α all = -1.08 ± 0.02 at z = 0.2, i.e. a difference of 0.12 with a significance of 4.2σ.

The absolute magnitude characteristic parameter M * is compatible with no evolution for all galaxies and LTGs. The ETG population M * redshift dependence is compatible with passive evolution. The normalisation φ * of the overall population decreases with decreasing redshift, with a significance of 2.8σ. This is due to the LTG population, which follows a similar evolution (with significance > 10σ), while the ETG population shows no redshift dependence. 

GLFs of clusters stacked in mass bins
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M abs (i) Black is for all galaxies, red for ETGs, and blue for LTGs. In each panel the number of clusters, their mean redshift, and mean mass is indicated. The black vertical line indicates the limiting magnitude used in the fit.

-1. Figure 3.10 -Contour plots of the 68% (solid line), 95% (dashed line), and 99% (dotted line) confidence levels of the fit parameters for bins of mass. Black is for all galaxies, red for ETGs, and blue for LTGs.

We also make use of our mass inference derived from the mass-richness calibration described in Sect. 2.8.3 to study the dependence of our fitted parameters with the mass of the cluster candidates. We use the same stacking method as in the previous section.

The results are shown in Fig. 3.9, where for each panel we indicate the number of cluster candidates stacked, their mean redshift, and mean mass. The best fit parameters are listed in Table 3.2, where we also provide the absolute magnitude limit to which the The mass of the bin is indicated, 'compl' and 'p' correspond to the completeness limit to which the fit is done and the goodness of the fit normalised to one, respectively fit is performed (compl) and the goodness of fit parameter p defined in Eq. 3.6.

In our three mass bins, the Schechter fits to the GLFs of all the galaxies, of ETGs, and LTGs all converged with a goodness of fit parameter p > 0.72. Using these fits, we study the evolution of the Schechter parameters. Figure 3.7b summarises the results with each parameter plotted against mass. Figure 3.10 shows the confidence ellipses on the values of M * and α.

For the faint-end parameter α, we observe a steepening with increasing mass for the LTG population, from α LTG = -1.05 ± 0.02 for 14 < log (M 200 ) ≤ 14.3 to α LTG = -1.21 ± 0.04 for log (M 200 ) > 14.6, with a significance of 3.6σ. The ETG population and the full galaxy population show no clear evidence for a mass dependence of the faint end. The absolute magnitude characteristic parameter M * is compatible with no mass dependence for the full galaxy population or for the LTGs. For the ETG population, M * decreases with increasing mass with a significance of ∼ 3σ.

The normalisation φ * depends on mass for the overall galaxy population, with a significance of 9.7σ. This is expected since the normalisation of the GLFs is directly related to richness, and richness is a proxy for mass. This is also true for the ETG population, which shows a clear dependence (with a > 12σ significance) meaning that there are more ETGs in massive clusters. On the other hand, the normalisation of the GLF of the LTG population seems independent of mass.

Breaking the degeneracy: GLFs of clusters stacked in mass-redshift bins

When studying a sample of clusters, there is usually a degeneracy between mass and redshift. Indeed, because more massive clusters are rarer, by binning our clusters in redshift space only we actually sample a population that is more representative of low-mass clusters. However, low-mass clusters are more difficult to detect at high redshift, so the two effects act oppositely and it is difficult to know which one dominates.

To break this degeneracy we need to bin in the 2D parameter space of both mass and redshift. To date this had not been possible because studies of the evolution of cluster GLFs with redshift have been limited to small samples, and extensive studies of the mass dependence concern only low-redshift objects (see e.g. Lan et al. 2016, on SDSS data). The large size of our cluster candidate catalogue and the depth of the CFHTLS enable us to carry out such an analysis. Indeed, considering the four Wide fields of the CFHTLS, we detect 1371 cluster candidates with M 200 > 10 14 M , S/N > 4 and z < 0.7. Since we computed a robust selection function from the simulations, we know how representative of the true underlying cluster population our sample is in terms of completeness. Our catalogue is > 90% pure in the redshift range considered and at worse ∼ 50% complete (for the lowest mass and highest redshift bin). Overall, the 2D bins are well populated, with 12 cluster candidates in the less populated bin and 160 clusters per bin in the mean.

General comments on the stacked GLFs

The GLFs obtained in the three redshift bins and three mass bins are shown in Fig. 3.11, where for each panel we indicate the number of cluster candidates stacked, their mean redshift, and mean mass. The best Schechter fit to each galaxy population is overplotted. A grey arrow indicates the absolute magnitude where the red and blue GLFs intersect. We can see that for all cluster masses the intersection moves towards brighter magnitudes as the redshift increases. Therefore the fraction of fainter LTGs increases with decreasing redshift. For a given redshift, the grey arrow moves towards fainter magnitudes as the cluster mass increases, implying that in massive clusters the contribution of brighter ETGs is higher than in low-mass clusters. At fixed mass, the slope flattens (α more negative) for ETGs and steepens (α more negative) for LTGs from high to low redshift. This leads to the magnitude at which the two populations cross getting brighter at higher redshift. We see the opposite evolution of the slopes with increasing mass compared to the redshift evolution, so that the crossing happens at brighter magnitudes for low-mass clusters.

The best fit parameters are presented in Table 3.3, where we also provide the absolute magnitude limit compl to which the fit is performed and the goodness of fit parameter p defined in Eq. 3.6.

The Schechter fits to the GLFs of the full galaxy population and ETG population are obtained with goodness of fit parameters p > 0.94. For the LTG population, the goodness of fit parameter is lower on average, but always greater than 0.68. Using these fits, we can study the evolution of the fitted parameters. Figure 3.12 summarises the results, by plotting α, M * , and φ * as a function of redshift for each of the three mass bins. Figure 3.13 shows the confidence ellipses on the values of M * and α.

ETGs

For ETGs, the faint-end slope α slightly flattens with decreasing redshift in the three mass bins. In the lowest mass bin (14 < log (M 200 ) ≤ 14.3), it decreases from α ETG = -0.66 ± 0.04 at z = 0.6 to α ETG = -0.77 ± 0.03 at z = 0.2, i.e. a difference of 0.11 with a significance of only 2.2σ. The same trend is observed for the intermediate mass 

α 0.3 ≤ z < 0.5 α M * M * 0.5 ≤ z < 0.7 M * Figure 3
.13 -Contour plots of the 68% (solid line), 95% (dashed line), and 99% (dotted line) confidence levels of the fit parameters for bins of redshift and mass. Black is for all galaxies, red for ETGs, and blue for LTGs. bin (14.3 < log (M 200 ) ≤ 14.6), the faint-end slope flattening from α ETG = -0.63 ± 0.04 at z = 0.6 to α ETG = -0.80 ± 0.03 at z = 0.2, i.e. a difference of 0.17 with a significance of 3.4σ, and in the highest mass bin (log (M 200 ) > 14.6) with a flattening from α ETG = -0.58 ± 0.09 at z = 0.6 to α ETG = -0.82 ± 0.04 at z = 0.2, i.e. a difference of 0.24 with a significance of 2.4σ. These results also hint to a mass dependence of the faint-end slope at a given redshift. Indeed, in the high-redshift bin (z = 0.6) the slope is flatter for the low-mass clusters, with a difference of 0.08. The opposite is observed in the low-redshift bin (z = 0.2) where the slope is flatter for the high-mass clusters, with a difference of 0.05. However, these hints are detected at a low significance level and would thus need extended mass and/or redshift coverage to be verified.

LePhare vs RS Moreover, Fig. 3.14 illustrates the effect of our selection method for ETGs when compared to a more classical RS selection (see Sect. 3.2.4 for details). The two selection techniques give the same estimation of parameters M * and φ * at all redshift and cluster masses. At low redshift though, the faint-end slope parameter α is higher for the RS selection, translating into a flatter faint-end slope for all mass bins. Yet, we see that at high redshift the two selections are in good agreement for all mass bins. This implies that the redshift evolution of the faint-end slope of the RS GLF is stronger. As we argued, this selection is more prone to include dusty LTGs, so using the RS as a selection for passive galaxies probably over-estimates the redshift evolution of the faint-end slope of passive galaxies. Overall though, our conclusions concerning the evolution of the ETG GLF are not severely affected by the chosen selection method.

LTGs

For LTGs the faint-end slope decreases with decreasing redshift in the two lowest mass bins and shows no clear evolution in the highest mass bin. In the lowest mass bin, it steepens from α LTG = -0.92 ± 0.05 at z = 0.6 to α LTG = -1.25 ± 0.04 at z = 0.2, i.e. a difference of 0.33 with a significance of 5.2σ. The same trend is observed for the intermediate mass bin, where the faint-end slope steepens from α LTG = -1.00 ± 0.07 at z = 0.6 to α LTG = -1.19 ± 0.05 at z = 0.2, i.e. a difference of 0.19 with a significance of 2.2σ.

All galaxies (ETGs+LTGs)

The faint-end slope of the overall population also steepens with decreasing redshift in the three mass bins. In the lowest mass bin, it steepens from α all = -0.95 ± 0.03 at z = 0.6 to α all = -1.09 ± 0.02 at z = 0.2, i.e. a difference of 0.14 with a significance of 3.9σ. The same trend is observed for the intermediate mass bin (14.3 < log (M 200 ) ≤ 14.6) but with a lower significance level, the faint-end slope steepening from α all = -0.94 ± 0.04 at z = 0.6 to α all = -1.03 ± 0.03 at z = 0.2, i.e. a difference of 0.09 with a significance of 1.8σ, and in the highest mass bin (log (M 200 ) > 14.6) with a steepening from α all = -0.90 ± 0.07 at z = 0.6 to α all = -1.13 ± 0.03 at z = 0.2, i.e. a difference of 0.23 with a significance of 3σ.

In Fig. 3.12, we see an evolution of M * compatible with both passive evolution and no evolution for ETGs in the two lowest mass bins. No particular evolution is seen for other populations. When looking at the normalisation parameter φ * , we observe a decrease with decreasing redshift for the LTG population, respectively at 6.8σ, 3.5σ, and 2.2σ in the low-, intermediate-, and high-mass bins, between z = 0.6 and z = 0.2. The ETG population shows a rather constant normalisation with redshift, so that the overall population normalisation tends to follow the LTG evolution.

Discussion

To discuss our results, we differentiate galaxies with M abs (i) < M * + 1.75, which we call bright galaxies, and galaxies with M abs (i) > M * + 1.75 which we call faint galaxies.

ETG fraction

We first consider the evolution of cluster galaxy types with redshift for bright galaxies (M abs (i) < M * + 1.75). The fraction of bright ETGs increases with decreasing redshift whatever the mass. The evolution is stronger for the low-mass clusters, with a change of about 20% in the fraction of ETGs over the probed redshift range, against only 10% for high-mass clusters. At fixed redshift, however, we see a higher fraction of ETGs in high-mass clusters compared to low-mass clusters. These two pieces of information can be interpreted as a different behaviour between the high-and low-mass clusters. The low-mass clusters undergo a significant evolution of the bright ETG fraction over the redshift range 0.1 < z < 0.7; however, this ETG fraction is lower than that of high-mass clusters, which probably underwent a similar evolution earlier in their history, at z > 0.7.

In this scenario, the massive clusters are more evolved than the low-mass clusters, which are still evolving towards higher masses either by accreting ETGs from pre-processed groups or by an evolution of LTGs into ETGs.

GLF redshift evolution

We focus on the variations of the Schechter parameters with cluster redshift. In Sect. 3.3.2 we see that when clusters of all masses are considered, α steepens and φ * decreases with decreasing redshift for the LTG population, while M * remains constant. This implies that there are more faint LTGs (α LTG more negative) and fewer bright LTGs (smaller φ * ) at z = 0.2 than at z = 0.6. This can be seen in Fig. 3.15, which shows how the Schechter function changes with redshift for both ETGs and LTGs. This is also in agreement with the evolution of galaxy types with redshift. For the ETG population, we observe a slight flattening of α ETG and an increase in M * between z = 0.6 and z = 0.2 (compatible with a passive evolution) and a constant φ * . These effects combine so that there are more faint ETGs (α ETG flattens) at z = 0.2 than at z = 0.6, while the number of bright ETGs is slightly higher at z = 0.6. The passive evolution is consistent with a single stellar population model of Bruzual & Charlot (2003), with a single burst of star formation at z = 3. The redshift evolution of the faint-end slope parameter α ETG is in agreement with previous studies (e.g. Rudnick et al. 2009;Zenteno et al. 2016;Martinet et al. 2017). Zhang et al. (2017) recently found a compatible redshift dependence of the faint-end slope for the red-sequence GLF using Dark Energy Survey (DES) data. We also note that when comparing our results to those of Martinet et al. (2017) •(0.5 mag)
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M abs (i) 2016) have studied a sample of nine very high-redshift clusters (0.8 < z < 1.5) and find a somewhat weaker evolution of the faint end than ours. Namely, they measured α RS = -0.889 +0.009 -0.001 for red-sequence galaxies. The difference with our study could be explained by the low number of clusters they consider, together with the different range of redshift, or by a contamination of our cluster candidate sample by false detections. The latter option is unlikely, however, as we ensured a 90% purity in our selected sample. De Propris et al. ( 2015) studied a sample of four clusters at a mean redshift of z = 1. [START_REF] Martinet | Weak lensing study around high redshift clusters[END_REF]. When looking at the stacked red-sequence GLFs, they seem to find a weaker evolution than ours. Even though no error bars on the faint-end slope parameter is given, when looking at their M* versus α confidence ellipses, their best fit seems to be compatible with α RS ∼ -0.5, so there should be less than a 1σ discrepancy with our results.
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Two different scenarios could explain these observations. In the first one, the evolution of cluster GLFs with redshift is driven by stripping of LTGs (explaining the decrease in bright LTG density and the increase in faint LTG density) and accretion of pre-processed galaxy groups (explaining the increase in faint ETG density). In the second one, the evolution results from the combination of accretion of faint LTGs from the field and quenching of bright LTGs into ETGs of slightly fainter magnitudes. This second scenario also agrees with the model of Peng et al. (2010). Of course a mix of both scenarios is also possible. This is what is suggested by the results of Wetzel et al. (2013) where they found that 40-60% of quiescent galaxies in z ∼ 0 SDSS groups were quenched prior to infall in their current halo, pre-processing becoming slightly dominant for low-mass galaxies.

GLF mass dependence

We see in Sect. 3.3.3 that when clusters are binned in mass to compute the stacked GLFs, α is mass dependent for LTGs only, while M * shows a slight mass dependence for ETGs alone (Fig. 3.16). This is mostly in agreement with the Lan et al. (2016) results on SDSS data where no mass dependence was found for α or M * for both galaxy populations in the mass range studied here. Zhang et al. (2017) also recently reported no evidence for a mass dependence of both parameters on red-sequence galaxies. Moreover, the Lan et al. (2016) value of α LTG is somewhat steeper than ours, being around -1.5, whatever the cluster mass. This suggests that the evolution of faint LTGs we see in our study continues towards lower redshifts. The normalisation φ * is strongly mass dependent for ETGs, with more massive clusters having a higher normalisation, while it is independent of mass for LTGs. This shows that the number of bright ETGs is a good proxy of the mass, contrary to the LTGs. The combination of the α and φ * mass dependence implies that more massive clusters contain more faint LTGs than low-mass clusters do, and also contain more bright ETGs. This suggests that accretion of faint LTGs from the field could be more efficient in more massive clusters. The constant number of bright LTGs with cluster mass disfavours stripping or disruption of bright LTGs into faint LTGs. Indeed, these effects are driven by the environment density and are thus expected to be mass dependent.

GLF redshift evolution with redshift and mass

As already stated, the dependence of GLFs with redshift or mass, although it gives insight on the physical processes happening in clusters, suffers from the degeneracy between these two parameters. By breaking the degeneracy, we can look at how the GLFs depend on redshift for given cluster masses, or inversely look at how they depend on mass for given cluster redshifts. [M ] When looking at the redshift evolution for different mass bins, we have seen in Sect. 3.3.4 that the faint-end slope α ETG of ETG GLFs slightly flattens with decreasing redshift for all cluster masses, but the more massive the cluster, the more it flattens between z = 0.6 and z = 0.2 (see Fig. 3.12). This is even clearer when directly comparing the Schechter function evolution at different masses (see Fig. 3.17). The combined evolution of the three parameters implies that there is a significant increase in the number density of faint ETGs with decreasing redshift, and that it is stronger for higher masses. This means that more massive clusters see their faint ETG population growing faster between z = 0.6 and z = 0.2 than less massive ones. For LTGs, α LTG flattens with decreasing redshift for the lowest mass bin, while it shows no clear redshift evolution in the two higher mass bins. At the same time, the normalisation φ * decreases with decreasing redshift, this effect also being stronger for lower mass clusters. The number density of bright LTGs decreases with decreasing redshift for all cluster masses.
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When looking at the mass dependence for different redshift bins (see Fig. 3.18), we see that the shapes of the ETG GLFs at a given redshift are independent of mass. Only the normalisation changes: more massive clusters have more ETGs, both bright and faint. For LTGs α LTG gets steeper as the mass increases whatever the redshift. Also, high-mass clusters have more faint LTGs in our redshift range. We see that the number density of bright LTGs does not depend on mass, whatever the redshift. We find more faint LTGs in high-mass clusters, but a larger increase with decreasing redshift for the low mass, which suggests that high-mass clusters have already accreted most of their environment at higher redshift. We note that this last conclusion becomes obvious only when breaking the mass-redshift degeneracy.

Physical interpretation

To sum up, the number of faint ETGs increases with decreasing redshift, the effect being stronger at higher masses. The number of faint LTGs tends to be higher in higher mass clusters whatever the redshift, but only low-mass clusters see their number density of faint LTGs increase with decreasing redshift in the redshift range studied. The number density of bright LTGs decreases with decreasing redshift, whatever the mass.

This favours the scenario where the red-sequence formed at z > 0.7 with low to no evolution of bright ETGs at z < 0.7. This red-sequence is then enriched between z = 0.7 and z = 0.15 through quenching of bright LTGs into ETGs of slightly fainter magnitudes, probably combined to some accretion of pre-processed faint ETGs, as suggested by the Wetzel et al. (2013) model. This quenching is more efficient in high-mass clusters. At the same time, accretion of faint LTGs is more efficient at low mass, as high-mass clusters have already emptied their environment at z > 0.7. This differential accretion could also be explained by some kind of assembly bias. As massive clusters live in denser environments, they are more prone to accrete pre-processed galaxies from groups than light clusters. explaining the observed difference between the two.

Our study does not allow us to conclusively segregate between different quenching models. Especially, the rate at which star-formation is quenched by environment and the dominant physical mechanism responsible are still debated (e.g Peng et al. 2015;Boselli et al. 2016;Fossati et al. 2017;Moutard et al. 2018). Even though our sample covers a redshift range corresponding to ∼ 5 Gyr, studying the rate of quenching is beyond the scope of this work.

One way to go further would be to conduct a careful study of red fraction and GLF in filaments feeding our clusters. Indeed, constraining the relative importance of preprocessing in the build-up of the red sequence gives substantial information on the rate at which quenching might occur. This in turn allows to better quantify the importance of different physical processes in quenching for different galaxy masses/luminosities and environments. A preliminary study going in this direction is presented in chapter 4.

A model for GLF redshift and mass co-evolution

These results can be completed by looking for an explicit formulation of the redshift and mass co-evolution of the Schechter function parameters (or CLF redshift evolution).

Following Zhang et al. (2017) we can write for the faint-end slope parameter α :

α = A α log (1 + z) + B α (log M 200 -14) + C α (3.8)
The same can be done for parameters M * and φ * :

M * = A M * log (1 + z) + B M * (log M 200 -14) + C M * (3.9) φ * = A φ * log (1 + z) + B φ * (log M 200 -14) + C φ * (3.10)
We can use GLFs stacked in bins of redshift and mass to fit for these evolution parameters.

In this analysis, I will keep the same mass bins as in the previous sections. This is because their sizes are constrained by the uncertainty in our estimation of M 200 . On the other hand, we showed in chapter 2 that the redshift uncertainty on candidate clusters of M 200 > 10 14 M is σ z = 0.018 × (1 + z). This means we can safely reduce the redshift bin size and still sample a population that is representative of the true underlying population of clusters in the bin.

The interest of increasing the number of bins is to sample more precisely the parameter space (z, log M 200 ). To put it differently we have more data points to perform the fit.

The approach that drives our choice here is to try to have equally populated bins along the redshift range, for each mass bin. In particular, we want to have at least 5 candidate clusters in each bin of the (z, log M 200 ) space, to avoid our Schechter fits being driven by a single cluster that is behaving in a peculiar way. In this section we use 8 redshift bins such that there are ∼ 100 clusters in each redshift bin for low mass, ∼ 50 for intermediate mass and ∼ 10 for high mass. The poorest populated bin contains only 6 clusters, but all other have more than 10.

I computed the stacked GLF and the associated Schechter fit in each bin. From there, I use Bayesian inference to fit the model defined in equations 3.8 to 3.10.

The Bayesian framework allows one to infer the set of parameters θ of a model that describes a set of observables {x}.

Writing the probability of observing the data {x} for a given set of parameters θ P ({x} | θ) (the likelihood) and the prior knowledge about the model parameters P (θ), the Bayes theorem gives the posterior probability of the model parameters given the data as : inference are summarised in Table 3.4 and samples from the posterior distributions of α ETG and α LTG are shown in Fig. 3.19 and 3.20 respectively.

P (θ | {x}) ∝ P ({x} | θ) P (θ). ( 3 
These empirical formulas for the Schechter function parameter redshift-mass coevolution agree well with the analysis performed in Sarron et al. (2018) and presented in Sect. 3.3. Building a linear model for redshift-mass evolution has a few advantages though. First, by fitting the dependence on both parameters at the same time, one can obtain a value characteristic of the redshift evolution whatever the mass, but having taken into account of the mass dependence (and inversely). For the same reason, it is also easy to check for correlations between two parameters of the model. Thus looking at the correlation between A and B, one can grasp a better understanding of the degeneracy that exists between the This analysis allows one to conclude there is a significant redshift drop for the Schechter faint-end parameter of the ETG population. Indeed, the posterior distribution of A α,ETG is remarkably Gaussian and deviates from 0 at a significance level of more than 5σ. This trend was already observed in Zhang et al. (2017) which obtain a value A α,RS = 1.30 ± 0.70, but with a weaker significance of only ∼ 1.9σ.

Following the considerations mentioned in Sect. 3.2.4 about the differences between our ETG/LTG selection vs a RS selection, we can safely say that the difference is not due to a selection effect. Indeed, the redshift evolution in three redshift bins was more pronounced for RS than ETGs, a result that should hold in this analysis as well.

We also confirm that there is no mass dependence of α ETG as B α,ETG is compatible with 0, with a quite tight posterior distribution. Yet I remind the reader that, as was mentioned in Sect. 3.4, when considering the joint effect of α, M * and φ * , the number counts of faint ETGs actually display a weak mass dependence. This absence of a clear mass dependence for α ETG is also compatible with the analysis performed by Zhang et al. (2017).

Looking at the redshift-mass co-evolution of α LTG , our results are compatible with Sarron et al. (2018) with a redshift evolution that deviates from 0 at the 4σ level, and the mass dependence at the 3σ level. We obtain the same behaviour with an increase in the number density of faint LTGs from high to low redshift (at fixed cluster/halo mass), and an excess of them in higher mass clusters at fixed redshift.

Finally, for both ETGs and LTGs, we see that the redshift and mass evolution are uncorrelated. This is a strong argument showing that the size of our sample and the two-dimensional binning performed have indeed allowed to break the degeneracy between both parameters.

Conclusions

With our large and pure sample of cluster candidates, we are able to compute stacked GLFs for ETGs, LTGs, and for the overall population in three redshift bins and three cluster mass bins. Our main results are the following:

• the number of faint ETGs increases with decreasing redshift, the effect being stronger for higher mass clusters;

• the number of faint LTGs tends to be higher in higher mass clusters, whatever the redshift;

• the number density of faint LTGs increases only in low-mass clusters in the studied redshift range;

• the number density of bright LTGs decreases with decreasing redshift, whatever the mass.

These results show that the cluster red sequence is mainly formed at redshift z > 0.7, and that faint ETGs continue to enrich the red sequence through quenching of brighter LTGs at z ≤ 0.7. The efficiency of this quenching is higher in high-mass clusters, and the accretion rate of faint LTGs is higher in low-mass clusters as high-mass clusters have already accreted most of their environment.

The large number of clusters in our sample has allowed us to understand cluster galaxy evolution at intermediate redshifts (0.15 ≤ z < 0.7) and mass M 200 > 10 14 M , and to break the degeneracy between these two observables. I was also able to give unprecedented observational constraints on a quantitative model of conditional luminosity function redshift evolution for two galaxy populations.

One interesting continuation would be to study the fraction of ETGs and LTGs in infalling filaments in order to help understand the accretion processes. This idea is explored in the next chapter.

Introduction

Matter in the universe is not distributed uniformly but rather tends to aggregate into a complex structure with rich and poor galaxy clusters connected by filaments and sheets surrounding regions almost devoid of galaxies -cosmic voids. This network of structures forms the so-called cosmic web.

This structure was first observed using spectroscopic redshifts with the pioneering work of de Lapparent et al. (1986). Since then, the galaxy distribution has been observed in great detail by many surveys, confirming this result, either shallow (so limited to low redshift) but on large portions of the sky (e.g. 2dFGRS Colless et al. 2001;and SDSS York et al. 2000) or deeper (so probing higher redshifts) but limited to smaller regions (e.g. VVDS Le Fèvre et al. 2005). Recent efforts to probe higher redshifts on significantly larger portions of the sky have been made (e.g. VIPERS Guzzo et al. 2014).

Cosmological N-body simulations (e.g Springel et al. 2005) have found similar results (see Fig. 1.2 in chapter 1). These simulations allow to grasp the dynamical aspect of the formation and evolution of these structures. Dark matter is shown to aggregate in a bottom-up fashion forming bigger and bigger structures through cosmic time (starting with galaxies, up to rich clusters). In this process matter leaves the voids and aligns into the sheets/walls, where it gets accreted in filaments. If clusters at the nodes of the cosmic web are believed to form mostly at z > 1, they keep accreting galaxies along the preferential direction of the filaments they are connected to at lower redshift (Bond et al. 1996). Moreover, in this hierarchical structure formation paradigm, galaxies are thought to first cluster in small groups inside the filaments that later collapse into massive clusters. This is illustrated in Fig. 4.1 taken from Contini et al. (2016) where the accretion of galaxies onto a massive cluster is shown in four simulation snapshots in the redshift range 0.6 < z < 3. Red/blue circles show galaxies that will end-up inside R 200 at z = 0. One can see that that at z = 1.6 (bottom-left panel) the main core of the cluster has already formed, in agreement with early cluster formation (z > 1) while it keeps accreting galaxies along filaments at lower redshift. More interestingly, central and satellite galaxies are colour-coded (in blue and red respectively). It is clearly visible that the fraction of satellites greatly increases through cosmic time, as galaxies cluster in groups (isolated central galaxies are accreted onto groups thus becoming satellites) that then collapse into the cluster.

In this context, a debated question in the field of galaxy evolution and the role of environment in this process is the so-called 'pre-processing' i.e. are galaxies quenched in the groups they live in before these groups fall in the cluster central regions ? This mechanism was first suggested by Fujita (2004). This has since been the topic of many studies, both in simulations (e. As these groups have the tendency to align in filaments in their course towards the cluster centre, one way to study 'pre-processing' is through the detection of filaments around galaxy clusters. This allows to statistically study the influence of these groups on quenching without necessarily detecting them individually.

Many methods have been developed to detect and classify the different structures of the cosmic web. They have been designed with different data applications in mind (dark matter simulations or spectroscopic redshift surveys) and they use different theoretical bases in their analysis of the cosmic web. We will not go in the details of each method here and refer the reader to the recent paper by Libeskind et al. (2018), in which they compare twelve different cosmic web finders, for an extended review and discussion. Briefly, they find that, even though the classification methods applied by each algorithm present strong variations, they show an overall agreement on specific structure identification. Most notably they report that most algorithms classify about a third of 10 13.5 M groups as being in filaments.

As the formal definition of filaments is still vague, these methods allowed to gain better insight on filaments. We can cite for example Tempel et al. (2014) who detected filaments on the SDSS and found that filaments can be as long as 60h -1 Mpc structures, that encompass 35-40 % of the total galaxy luminosity and fill 5-8% of the total volume, values in good agreement with numerical simulations (e.g Aragón-Calvo et al. 2010).

In this context, and only recently, some studies have started to look at the influence of cosmic filaments on galaxy evolution in spectroscopic surveys, disentangling their effect from the well known morphology-and SFR-density relation (e.g. Chen et al. (2017) on the SDSS using the SCMS filament finder; Kraljic et al. (2018) on GAMA using DISPERSE or Malavasi et al. (2017) on VIPERS using DISPERSE as well). These studies showed that there is a stellar mass and colour/type gradient of galaxies towards filaments in different redshift ranges in the SDSS (up to z < 0.7 Chen et al. 2017), GAMA (up to z < 0.25 Kraljic et al. 2018) and VIPERS (0.5 < z < 0.85 Malavasi et al. 2017).

Yet, these reconstructions of the cosmic web are all based on spectroscopic redshifts, which enable to trace filaments in three dimensions. Whether one can trace the effect of filaments from photometric redshifts is less clear. Malavasi et al. (2016) explored how the photo-z error impacts the ability to assign the correct environment densities to galaxies. They concluded that an uncertainty σ z 0.01 × (1 + z) provides good environment reconstruction. This was confirmed by the pioneering paper of Laigle et al. (2018), who showed that such a reconstruction is possible with very good photometric redshifts (σ z ∼ 0.007 × (1 + z)) by recovering similar stellar mass and colour-type gradients as previously mentioned studies in the redshift range 0.5 < z < 0.9.

In this chapter we build up on these two studies to quantify how one can recover 3D filaments at different photometric redshift precision. Having shown that the reconstruction is still efficient at CFHTLS-like precision, we then proceed to apply our reconstruction technique to see how AMASCFI clusters are connected to their cosmic web environment and try to get some insight on whether or not there might be 'pre-processing' in filaments surrounding these clusters.

Data sets and method

Before focusing on the distribution of galaxies in and around the projected 2D cosmic web, let us first describe the data at hand : CFHTLS T0007 and mock data from a lightcone, as well as our method to reconstruct the cosmic web in these data sets.

CFHTLS and mock data CFHTLS T0007

After having assessed the quality of our cosmic web extraction, the method will be applied to the CFHTLS T0007 data. We refer the reader to chapter 2 for a more detailed presentation of these data. Briefly though, we would like to point out that our treatment of the photo-z uncertainty is a bit different here. Indeed, whereas in chapter 2 we decided to consider the uncertainty to be of order ∼ 0.05 × (1 + z) when slicing the galaxy catalogue for AMASCFI, more care was taken here.

As shown in the T0007 photo-z release document 1 , the 1σ errors on individual photo-z are statistically representative of the uncertainty one can derive using a spectroscopic sample. One can thus use the median of the errors for the data binned in magnitude and redshift to estimate the photo-z uncertainty at a given magnitude and redshift. This is useful to compare the uncertainty of galaxies of the same absolute magnitude at different redshifts and thus have slices encompassing the same galaxy population at each redshift.

We use a Bruzual & Charlot (2003) single stellar population calibrated with the field luminosity function (LF) of Ramos et al. (2011) to compute the apparent LF knee magnitude at redshift z : m * i (z). This allows us to obtain the redshift evolution of the photo-z uncertainty at fixed absolute magnitude. In this chapter, we use this information to choose the slice thickness in the CFHTLS (see Sect. 4.2.2.3).

Mock data

To quantify the quality of the skeleton reconstruction from photometric redshifts, we use a modified lightcone based on a 100 deg 2 Deep EUCLID lightcone produced following Merson et al. (2013). We showed in chapter 2 that number counts in this lightcone are low compared to the CFHTLS. Yet it has the advantage of giving a large coherent FoV through replication of the simulation box (see Merson et al. 2013, for details on the method). This is crucial in this work where we want to trace LSS around and between galaxy clusters on tens of Mpc. Even though we showed the Henriques et al. (2012) 2012) mocks too small for our application in the redshift range we will study (0.1 < z < 0.7).

We apply the same correction as in chapter 2 to the SDSS magnitudes to obtain the CFHTLS i band magnitudes.

From this lightcone we build four different mocks. The first three are toy-model mocks, for which we add noise to the true simulation redshifts by drawing the error from a Gaussian with width σ 0 × (1 + z) for a galaxy at redshift z, whatever its magnitude.

The fourth one is a CFHTLS-like mock. It is built using the same procedure as in chapter 2 to which we refer the reader. We go one step further though by computing the PDZ for each galaxy. This is done following the formalism presented in Castignani & Benoist (2016):

P g (z) = 1 σ(z, m g ) exp - (z -z p,g ) 2 2σ(z, m g ) 2 , ( 4.1) 
where m g , z p,g and σ(z, m g ) are respectively the magnitude, photo-z and photo-z uncertainty of the galaxy. While Castignani & Benoist (2016) used the simplified prescription

σ(z, m g ) ∼ σ(z) = σ 0 (1 + z), ( 4.2) 
here we use our discrete sampling of σ(z, m g ) instead. So for a given galaxy, m g and z p,g are fixed, but σ(z, m g ) is a function of z, so that the PDZ will not simply be a Gaussian centred at z p,g . We refer to Castignani & Benoist (2016) for a more detailed discussion on this topic.

Method

Our reconstruction of the cosmic web from photometric redshifts is based on the DIScrete PERsistent Structure Extractor (DISPERSE Sousbie 2011), a software that extracts the cosmic web as ridges of the density field from discrete point distributions either in 3D or 2D. The extraction is naturally scale-free and parameter-free as well as robust to noise. The software is based on discrete Morse theory and theory of persistence. We refer to Sousbie (2011) for a detailed description of the theoretical grounds of the algorithm as well as its implementation. Details about the specifics of astrophysical use of the software can also be found in Sousbie et al. (2011). Here we will briefly present the main features of the algorithm with specific details of our 3D and 2D use in the relevant sections. Discrete Morse theory then enables the algorithm to find critical points of the density field i.e. the points where the gradient of the field vanishes (minima, saddle points and maxima).

The skeleton (Pogosyan et al. 2009) is computed as the field lines joining saddle points to maxima. It is defined as a set of segments tracing the ridges of the distribution (i.e. the filaments of the cosmic web).

From there, DISPERSE allows the extraction of robust structures from the significance of the topological connection between critical points. This is done using the concept of persistence. Persistence is defined as the ratio of the density value at each point of a pair of critical points. In the context of filament (skeleton) extraction the pairs of interest are the saddle-maximum pairs. This ratio (the persistence) quantifies the strength of the pair i.e. how robust the topological component due to this pair is to local modification of the field value. Thus it enables to quantify how significant a structure is knowing the noise level in the data. In the case of a discrete data set as in astrophysics, DISPERSE can deal with Poisson noise and quantify the robustness of structures in numbers of σ.

3D cosmic web extraction

Here, the 3D skeleton extraction is done on the Merson et al. (2013) lightcone with DISPERSE . As will it be detailed in Sect. 4.3, this is done to assess the reliability of the 2D reconstruction.

Ideally one would like to compare the 2D reconstruction to a reference skeleton obtained from the dark matter (DM) particle distribution in the lightcone, as galaxies are a biased tracer of the underlying DM distribution (see e.g. Laigle et al. 2018, for a discussion). Yet here we chose to work with a lightcone with a large FoV so as to have meaningful statistics regarding filaments around clusters of different masses, as well as being able to trace filaments on large scale. The chosen lightcone (Merson et al. 2013) only allows to access the galaxy distributions. Yet, since this work does not focus on quantifying the bias of using galaxies as a tracer of the cosmic web, but rather on the ability to recover the 3D density field obtained from galaxies with photometric redshifts, this choice is not penalising. Moreover tracing the cosmic web from the galaxy distribution in 3D has been shown to trace underlying properties of the density field and its specific geometry (see e.g. Malavasi et al. 2017;Kraljic et al. 2018).

To choose our reference skeleton their are two parameters that we need to tune. Indeed, as explained in Sect. 4.2.2.1, the skeleton is going to change as the detection threshold is modified. Another parameter that we can tune is the stellar mass limit of our sample. Up to z = 1 the Merson et al. (2013) lightcone is complete down to M * ∼ 2.5 × 10 8 M . Galaxies of different stellar masses are known to cluster in different ways, with more massive/brighter galaxies being more clustered than lower mass/fainter ones (e.g. Swanson et al. 2008, on the SDSS). Indeed, a stellar mass gradient towards filaments has been observed in different data sets (see e.g. Malavasi et al. 2017;Kraljic et al. 2018).

The aim of this work is to detect and study filaments of galaxies around galaxy clusters. Thus we want to detect the main branches of the cosmic web, rather than its faint leaflets and leafs. We thus need to choose both the stellar mass and the significance cut appropriately. Working only with the most massive galaxies we might miss some fainter filaments, but decreasing the mass limit will include more faint filaments that we will not be able to recover in 2D. Regarding the significance cut, it was shown in simulations to roughly correlate with the mass of halos found at the node of the skeleton (Sousbie et al. 2011). We investigated this in our lightcone trying to choose a significance threshold including most halos more massive than 10 13 M , but with as few less massive halos in the nodes as possible.

We finally chose as our reference skeleton the one obtained for a stellar mass cut M * > 10 9 M . Our reference significance threshold is set to 5σ when working in 3D.

2D cosmic web extraction

To identify filaments in the CFHTLS from photometric redshifts, we use a method inspired by Laigle et al. (2018). The idea is similar in principle to what is done by many cluster finder algorithms including AMASCFI (see chapter 2) by slicing the galaxy catalogue and using the 2D density field in these slices as a tracer for the true 3D underlying density field.

The galaxy catalogue is cut along the redshift dimension in slices of constant co-moving size. This ensures that the quality of the cosmic web reconstruction is the same at all redshifts and thus avoids possible systematics due to increased slice thickness at higher redshifts. Each slice overlaps the adjacent ones by half its width.

Galaxies are selected in the slice if their photo-z is included in the slice. We also apply a magnitude cut to sample similar galaxy populations in each slice. This cut is taken to be i < m * i (z) + 1.25 where m * i (z) is computed using Bruzual & Charlot (2003) single stellar population models calibrated with the field luminosity function of Ramos et al. (2011). To compute the density field in 2D from these galaxies, we use the DTFE in two dimensions. In the CFHTLS and CFHTLS-like lightcone, each galaxy is weighted by its probability to be in the slice p gal,slice :

p gal, slice = zsup z inf P gal (z) dz ∞ 0 P gal (z) dz (4.3)
where z inf , z sup are the limits of the redshift slice. As it was already argued in chapter 2, such a weighting enhances the S/N of structures. This is especially true since the sharpness of the PDZ is a function of magnitude, thus more weight is given to brighter galaxies that are good tracers of the main structures of the cosmic web (as already mentioned, they are more clustered, see e.g. Swanson et al. 2008). Moreover, statistically ETGs have lower photo-z uncertainties. Since they are known to cluster more than LTGs (e.g. Swanson et al. 2008), this makes the weighting even more efficient at tracing the cosmic web structures. We cannot apply such a weighting in the toy-model lightcones in which the photo-z uncertainty is only redshift dependent, making the probability weighting inefficient.

To deal with boundary conditions, we use a function of DISPERSE that adds a surface of 'guard particles' outside the bounding box by interpolating the actual density at the boundary.

Galaxies in masked areas are removed from the catalogue. We do not fill these regions with fake particles as it can sometime be done (e.g. Aragon-Calvo et al. 2015). The effect of masks is further investigated in Sect. 4.3.

Once the density is computed we extract the skeleton using DISPERSE with a persistence threshold of 2σ. This choice of the persistence threshold is justified in Sect. 4.3.

Method validation using mock data

The aim of this section is to quantify the ability of photo-zs to trace accurately galaxy properties in the cosmic web. Laigle et al. (2018) showed that high quality photo-zs (Laigle et al. 2016) in the COSMOS survey (Scoville et al. 2007) enable to probe the cosmic web influence on galaxies up to high redshift (z ∼ 0.9).

Yet, such photo-z quality (σ z = 0.007 × (1 + z)) is rare and limited to small fields (COSMOS is 2 deg 2 ). Here we want to investigate the ability of less precise photo-z, more typical of current and future wide surveys (e.g. CFHTLS, DES, KiDS, Euclid, LSST) to recover the effect of cosmic filaments on galaxies.

To do so, as already mentioned, we use a lightcone from Merson et al. (2013), to test the quality of the skeleton reconstruction for different photo-z uncertainties, namely : 0.01 × (1 + z) (e.g. COSMOS-like), 0.03 × (1 + z) (e.g. CFHTLS or Euclid-optimistic-like), and 0.05 × (1 + z) (e.g. DES-or Euclid-pessimistic-like).

One more modified lightcone is produced where the photo-z uncertainty is calibrated from the CFHTLS data in bins of redshifts and magnitudes. This enables us to test the probability weighting procedure on mock data, before applying our detection scheme to the CFHTLS.

Skeleton extraction in the mocks

The 3D reference skeleton is extracted as explained in Sect. 4.2.2.2. To extract the 2D skeleton in the mocks we use the method described in Sect 4.2.2.3. The choice of the slices depends on the photo-z quality in the mock considered. The first slice is centred at z = 0.2, so that we do not include photo-zs lower than 0.1, where the photo-z quality decreases. For a mock with typical photo-z uncertainty σ z = σ 0 × (1 + z), we compute the maximum co-moving width (as a function of redshift) of a slice of width ±σ z . Note that in this chapter, we will extensively use co-moving distances. These are given in co-moving mega-parsecs, that we explicitly write cMpc. In our case, this maximum is always reached at the maximum redshift considered in this work: z = 0.7. We then choose this maximum as the constant co-moving width of our slices. The final slices are chosen with the first one centred at z = 0.2, a width fixed to the maximum comoving size previously computed and the next one overlapping the previous by half the width and so on. In the CFHTLS and CFHTLS-like mock, the maximum width is going to be reached at the maximum redshift Once the slices are chosen, we apply the method described in Sect. 4.2.2.3 to extract the skeleton at the 2σ level.

Choosing the reference skeleton

To estimate the quality of the reconstruction in a slice, we have to compare our 3D reference skeleton to the 2D skeleton. This is not a trivial task a priori since one skeleton is computed in three dimensions and the other one only in two. To deal with that we decide to compare our 2D skeleton to the projection of the reference skeleton on two dimensions, in the limits of the slice.

The quality of reconstruction is first assessed from visual inspection. We then look at the distribution of the distances between the projected 3D skeleton and the 2D skeleton detected in the slices. Finally, we investigate whether the reconstruction is able to trace a known 3D signal, namely the stellar mass gradient in filaments.

The first thing one can do to check the quality of the reconstruction from 2D slices is to visually compare the 3D projected skeleton in the slice to the 2D density map obtained from the exact redshifts of galaxies (without introducing a photo-z like error). This is illustrated in Fig. 4.2. The left column represents the density field for increasing slice width. It is obvious that when increasing the slice width with exact redshifts, more and more structures appear, but the fainter ones get blurred in the noise. This is not surprising as increasing the width of the slice, more massive structures will be included and they will dominate the 2D galaxy distribution. This behaviour is further illustrated by the right column of the figure, where the projected 3D skeleton is drawn on top of this distribution, for different persistence thresholds. This threshold is set at 5σ for a slice of width 100 cMpc (σ 0 = 0.01), 7σ for 300 cMpc (σ 0 = 0.03), and 7.5σ for 500 cMpc (σ 0 = 0.05). Increasing the slice thickness, one probes denser filaments and loses information on the fainter ones.

This actually makes evaluating the quality of the reconstruction more difficult for slices of large thickness. Indeed, in relatively under-dense regions, faint filaments might appear in the 2D projection. The same filaments will not be detected in dense regions. Thus computing properly completeness and purity for the 2D detected filaments becomes more difficult. Here we decide to fix the 3D skeleton threshold from our previous visual inspection using the 2D slices with exact redshifts. This threshold is given in Table 4.2 for each of our mocks. We can now use DISPERSE to detect the skeleton in the 2D slices drawn from the photo-z like redshifts. of the distances to the skeleton. Filled areas around the curve represent the 68% confidence limits computed from 100 bootstrap re-sampling of the distributions (not-visible here because too small). The bottom panels show the Cumulative Distribution Function (CDF).

2D skeleton from photo-z

The vertical lines and associated error bars are the median and error on the median of each distribution.

redshift (right column) at σ 0 = 0.03. We see in the top row of the figure, when comparing the galaxy distribution densities, that true structures get diluted by the errors on the photo-z and spurious structures appear. The bottom row shows how this affects the 2D skeleton reconstruction (red), and how it compares to the projected 3D skeleton (black) in both cases.

To quantify the effect we can compare the skeletons obtained in 2D with exact redshifts and photo-zs to the projected reference skeleton for the different prescriptions on the photo-z uncertainty. To do so we compute the distribution of the distances between the segments of the two skeletons being compared. This is done by computing for each segment of the 2D skeleton, the minimum distance to a segment of the 3D skeleton. This operation can be reversed to compute the distance of the projected 3D skeleton to the 2D one.

Following Laigle et al. (2018), we define the purity as the proportion of 2D segments that are closer than 1.5 cMpc from a segment. Inversely the completeness is the proportion of 3D segments that are closer than 1.5 cMpc from a 2D segment. We use the median and upper 68% limit of the distribution to compare the reconstruction at different thresholds.

The results are summarised in Table 4.2, where for each mock we give the detection threshold used in 3D and 2D, the completeness, the purity as well as the median of the distribution with its 68% confidence interval, for exact redshift and photo-z like redshifts. The distributions of distances are shown is Fig. 4.4. We see that given the different 3D skeleton chosen to compare, the three toy-model mocks perform similarly. The quality of the reconstruction is slightly less affected by the photo-z uncertainty in slices of increasing thicknesses. This is because the signal is averaged on larger scale and thus less sensitive to noise. We stress however that the thinner the slice the better the method is at recovering a large number of filaments (by recovering fainter ones), and thus it gives a less biased reconstruction. A more detailed discussion is given is Sect. 4.3.6.

Median values of the PDF log M * 3D at 5σ σ 0 = 0.01 σ 0 = 0.03 σ 0 = 0.05 9.5 < log M * /M < 10 4.37 ± 0.02 1.68 ± 0.01 1.26 ± 0.01 1.09 ± 0.01 10 < log M * /M < 11 3.77 ± 0.02 1.37 ± 0.01 1.09 ± 0.01 0.96 ± 0.01 11 < log M * /M < 12 1.51 ± 0.22 1.08 ± 0.27 0.88 ± 0.03 0.76 ± 0.02 Table 4.3 -Medians of the galaxy distances to the skeleton in three mass bins, in the original 3D lightcone and in the three toy-model mocks considered in this work. Error bars are the error on the median computed from 100 bootstrap re-samplings of the original distribution.

Stellar mass gradients

The skeleton in 2D slices seems to trace actual 3D projected structures. Yet, if we want to use the 2D skeleton in real data to infer filament properties, we need to confirm that we can trace in 2D signals that actually exist in 3D. In this section, we use the stellar mass gradients towards filaments observed in 3D by Malavasi et al. (2017) and Kraljic et al. (2018), and study how this gradient is recovered in different slices. Laigle et al. (2018) showed that the gradient is recovered by the 2D reconstruction with the COSMOS precision. The distance of galaxies to the skeleton are computed using the definitions represented schematically in Fig. 4.5.

As in Laigle et al. (2018) and Kraljic et al. (2018), to compute the effect of filaments alone, we remove the contribution of nodes by removing galaxies too close to nodes. Indeed, there is a known stellar mass gradient towards nodes (i.e. clusters and groups) that we do not want to account for here.

In 3D, we remove all galaxies that are closer than 3.5 cMpc from a node. This is a rather conservative choice. Indeed, this value is larger than ∼ 2R 200 for the most massive halo in the lightcone. We use the 5σ skeleton as our reference skeleton for the 3D measurement. We tested that when lowering the significance threshold the distances of galaxies to filaments increase as fainter groups are classified as nodes and thus removed. The inverse is true when increasing the detection threshold, as the less massive halos are not detected any more, so their galaxies are included in the distance to filament statistics.

To compute the stellar mass gradients, we use three bins of stellar mass : 9.5 < log M * /M < 10, 10 < log M * /M < 11 and 11 < log M * /M < 12. Results in 3D are shown in Fig. 4.6. There is a significant stellar mass gradient towards filaments, with more massive galaxies lying closer to filaments.

In 2D, we adopt a projected exclusion radius of 1 cMpc. This is less conservative. Yet, adopting a larger value would drastically reduce the available statistics. We tested for larger values of this radius, confirming that the 1 cMpc value is efficient at rejecting the contribution of the nodes.

The results for the different slice thicknesses are presented in Fig. 4.6. We see that the stellar mass gradient toward filaments can still be observed for the three slice thicknesses considered, the effect being slightly dimmed as slices thickens.

The median values of the PDF for the different mass bins and different cases are reported in Table 4.3. As already mentioned, we produced a mock catalogue with photo-zs more representative of the CFHTLS that includes a magnitude dependent photo-z and a redshift probability distribution function (PDZ) for each galaxy. In this mock, we can thus weight the DTFE by the probability of each galaxy to be in the slice. This will give more weight to bright and passive galaxies, that in the mean have better photo-z estimates. This should help us reconstructing the skeleton, as these galaxies are better tracers of it (as already argued).

Here we test this hypothesis using the same tools as in the previous subsections to quantify the quality of reconstruction. The left panel of Fig. 4.7 illustrates the difference between the simple σ 0 = 0.03 mock (yellow) and the CFHTLS-like mock (red) skeletons. The projected 3D skeleton (7σ) is shown in black as a reference. From this visual inspection, it is clear that the PDZ-weighting allows to reduce the number of spurious filaments detected. It is not clear though, whether it is indeed a better tracer of the 3D skeleton. This can be checked by computing the distribution of the distances between the 2D and 3D (projected) skeletons, as it can be seen in Fig 4 .4. The median of the CFHTLS-like distribution is smaller. Actually, the weighting enables to recover the value obtained with exact redshifts (see Table 4.2

.).

This confirms that weighting our density estimation by the probability of galaxies being in the slice is efficient on CFHTLS-like data. We will thus use this weighting on the CFHTLS data.

Masking

Any optical survey usually contains masked areas due to the presence of bright stars in the field of view. By creating holes in the galaxy distribution, masks bias the density field estimation and in turn impact the quality of the skeleton reconstruction.

The right panel of Fig. 4.7 shows the difference between the unmasked (yellow) and masked (red) skeleton in a small part of a slice centred at z ∼ 0.5 in the CFHTLS-like mock. The projected 3D skeleton is shown in black as a reference. The number of filaments is roughly the same with and without masks with only an increase of a factor ∼ 1.1 when including masks.

The impact of CFHTLS-like masks on the overall quality of the skeleton reconstruction can be quantified as previously, by computing the distribution of the distance between the 2D skeleton and the projected 3D reference skeleton. The results for the PDZ-weighted masked skeleton are shown as dashed green in Fig. 4.4. One can see that the gain obtained through PDZ weighting is compensated by the inclusion of masks such that the reconstruction is as good as in the σ 0 = 0.03 toy-model lightcone.

There is still overall good agreement with a median of the distances ∼ 0.67 cMpc. It is interesting to note that the completeness increases from 65 to 72% thanks to the inclusion of filaments in less dense regions. Yet this also implies more false detections with the purity dropping from 89 to 78% (see Table 4.2).

Aragon-Calvo et al. (2015) showed that using the DTFE in a smart way allows to drastically reduce the effect of masks. Indeed, the Delaunay tessellation interpolates the density inside the holes by joining galaxies on each side. By sampling the density inside the hole with new galaxies so that the mean galaxy density inside the hole matches the one outside the hole, one obtains a very good estimator of the original (unmasked) density inside the hole. Applying this procedure to our catalogue would thus probably reduce the effect of masks and enable us to reach a quality of reconstruction similar to that obtained with spectroscopic redshifts in 2D -a point we will explore in future work.

Caveats and limitations

One major limitation of our reconstruction method is the fact that, as we work in 2D we are sensitive to projection effects. If DISPERSE deals with Poisson noise and should thus clean properly spurious alignments, our results may be affected by coherent projection effects due to walls or filaments oriented in the direction of the slicing. The former might then be detected as a filament and the latter as a node.

This amplitude of the effect is difficult to quantify, but it might play a role when computing the stellar mass gradient towards filaments in 2D. Indeed, it can be seen in Fig. 4.6 that the behaviours in 3D and 2D are not the same. Massive galaxies in the 3D skeleton present a pronounced gradient that does not appear as clear in 2D. This may be due to the fact that, as Kraljic et al. (2018) showed, in addition to the stellar mass gradient towards filaments, there is also a stellar mass gradient towards walls as well, that we pick up in our 2D analysis.

Despite this limitation, we reach a quite high purity in our 2D filament detection at the CFHTLS accuracy. We can thus use the method on the CFHTLS T0007 data to study how filaments impact galaxy properties.

The ability of the method to statistically reconstruct the cosmic web in a meaningful way is more ambiguous for a larger photo-z uncertainty of σ 0 ∼ 0.05. We showed that the distances to the 3D skeleton are similar to the σ 0 = 0.03 case, and that one recovers a stellar mass gradient towards filaments at this accuracy. However, the visual inspection of Fig. 4.2 shows that there is a dramatic increase of the number of projected filaments between σ 0 = 0.03 and σ 0 = 0.05. This could be overcome by increasing the 3D detection threshold to 8σ for example, but then the 2D density is not tracing 3D filaments efficiently anymore. This leads us to conclude that the reconstruction at σ 0 > 0.03 is ambiguous.

Application to CFHTLS

We now proceed to study the influence of cosmic filaments in the CFHTLS T0007 data, particularly their role in environmental quenching. To this aim we use the technique described in Sect. 4.2.2.3. Its ability to statistically trace the true 3D cosmic web at the CFHTLS precision was demonstrated in Sect. 4.3. The underlying question motivating this study is to understand whether the environmental quenching of faint galaxies we reported in Sarron et al. (2018) is entirely due to galaxy clusters or if these galaxies might have been pre-processed by the cosmic filaments (and the galaxy groups they inhabit) before entering the cluster region.

Computing the GLF of filaments would seem a natural way to tackle this question and extend our previous work. Yet, such a task is not straightforward and requires some care as filaments are detected in 2D slices. We will instead use different tools to characterise the filament quenching efficiency, and postpone a proper filament GLF study to future work.

Here we will use galaxy type gradients to try and understand the role of filaments in quenching. First, as for the stellar mass gradient in the mocks, we will study the galaxy type gradients (ETGs vs LTGs) towards filaments. As filaments are supposed to feed galaxy clusters through cosmic time, looking at galaxy type gradients towards galaxy clusters along filaments at different redshifts can bring important information on the quenching efficiency in filaments.

Galaxy type gradient towards filaments

As for the stellar mass gradients computed in the mocks as a validation of our method, we can compute separately the distances of ETGs and LTGs to filaments. The influence of nodes (clusters and groups) is removed by considering only galaxies further than 1 cMpc from the nodes of the skeleton. Fig. 4.8 presents the distributions of the distances to the filaments for ETGs and LTGs. All galaxies brighter than M * + 2 are considered. This magnitude cut is less conservative than the one used for reconstructing the skeleton (M * + 1.25). This means that at redshift higher than z ∼ 0.55, the photo-z uncertainty is slightly larger than the slice width. the effect stays small and should not affect our results. We cut the galaxy catalogue in two absolute magnitude bins : M i < M * (bright) and M * < M i < M * + 2 (faint). For the overall population, ETGs are found to be closer to filaments than LTGs in the redshift range considered (0.15 < z < 0.7). By splitting the catalogue in two magnitude bins, we find that bright ETGs are closer to filaments than faint ETGs. In both cases, the trend is faint (∼ 0.1 -0.2 cMpc difference) but very significant, thanks to the large sample size (hundreds of thousands of galaxies).

The median values of the PDF of distances to the skeleton, as well as the significance of their differences are reported in Table 4.4, where for two samples X and Y (e.g. ETG and LTGs), the significance of their difference is computed as :

∆ X-Y = |d X -d Y | σ 2 d X + σ 2 d Y , ( 4.4) 
where d X and d Y are the distances (or their medians) and σ d X and σ d Y the associated uncertainties.

Galaxy clusters in the cosmic web

In the hierarchical scenario of structure formation, galaxy clusters are thought to be located at the nodes of the cosmic web, accreting galaxies and groups along filaments throughout cosmic time. However such a scenario still lacks observational evidence. Moreover the role played by groups in quenching star formation ('pre-processing') in this scenario is still a matter of debate.

To help assessing this bottom-up scenario and its role in quenching from observations, we propose to look at the connectivity of galaxy clusters in the cosmic web i.e. how they are linked to filaments.

Galaxy cluster connectivity

To compute the connectivity of AMASCFI clusters from two-dimensional slices of photo-z, one needs, for each cluster, to reconstruct the density field around it with as little bias as possible. So, for each cluster, we use a slice centred at its best estimated redshift z AMASCFI , for which we compute the density field through DTFE, and use DISPERSE to extract the skeleton at the 2σ level.

In the skeleton extracted with DISPERSE , all nodes are linked to one or several saddlepoints through filaments. Thus each detected filament is linked to a node, and one node may have several filaments. To compute the number of filaments of a given cluster (which we call its connectivity κ), we first match the cluster to the nodes detected by DISPERSE and choose the node which is closest to the cluster. If no node is found at a distance smaller than the cluster R 200 , the cluster is considered unmatched and not used in the analysis. Here R 200 is computed from the AMASCFI mass estimate following :

M 200 = 4 3 π200ρ c (z)R 3 200 . (4.5)
We then define the connectivity of a given cluster as the connectivity of the node it was matched with. It was showed in simulations that connectivity correlates with halo mass (e.g. Aragón-Calvo et al. 2010;[START_REF] Gouin | [END_REF]Codis et al. 2018), though with large intrinsic scatter (in particular Aragón-Calvo et al. 2010). Finding such a correlation from our 2D filaments would give an independent confirmation of our skeleton reconstruction quality.

We investigate this using CFHTLS-W1 AMASCFI clusters, for which we apply the method we just described. Connected clusters are then binned in three mass bins 14 < log M 200 /M ≤ 14.3, 14.3 < log M 200 /M ≤ 14.6, and log M 200 /M > 14.6. We do recover the expected connectivity increase with cluster mass as it can be seen in Fig. 4.9 (yellow 2018) cluster connectivity depends on cosmology and should be sensitive to the growth of structures and dark energy equation of state. So if one was to use a 2D measure of the connectivity from photo-zs as a cosmological probe, its relation with the true 3D connectivity needs to be known.

We can do this here using the Merson et al. (2013) lightcone and our CFHTLS-like mock. Results are shown in Fig. 4.9 respectively as the blue and red points. The 3D measurements are done using the reference 5σ skeleton.

In both cases, rather than matching AMASCFI clusters to the nodes, in the lightcone, true halos (of known exact position and M 200 ) are matched to the nodes.

This comparison highlights that the 2D connectivity is biased low compared to the 3D one. This could come from the fact that some of the 3D filaments are along the line of sight and cannot be recovered in 2D. This could also be due to faint filaments getting blurred into the noise (due either to the slice thickness or photo-z uncertainty). Moreover, this test seems to indicate that the bias is slightly dependent on halo mass, the slope of the 2D and 3D scaling relation being different.

For all three cases, we do not find any redshift evolution of the connectivity in the range 0.1 < z < 0.7. This is coherent with measures from Codis et al. (2018), where only a weak evolution is found between z = 0 and z = 1.3.

Using the connectivity of clusters measured from photometric redshift thus seems to be a promising tools to study cluster properties in the cosmic web. As a measure sensitive to cosmology, it could be further developed to be used as a new cosmological probe (see Codis et al. 2018).

Distances to clusters along filaments

Since galaxies fall along filaments onto clusters, we might expect to see a redshift dependence of their median distance to clusters along filaments. If galaxies are quenched inside filaments in their fall towards clusters, we shall see a colour-type gradient toward clusters inside filaments. DISPERSE allows one to carry such a measurement, as for each cluster the connecting filaments are well defined (see Sect. 4.4.2.1). We can thus compute the distribution of the distances to AMASCFI clusters along their connecting filaments.

Galaxies at a distance d skel < 1 cMpc are considered filament members (a definition coherent with that of Tempel et al. 2014). We compute the distance to the connected cluster along the filament axis d clus,fil for these galaxies. We do not account for d skel in the measurement (see Fig. 4.5 for the distance definitions). Since we are interested in the role played by filaments in quenching, we remove all galaxies at a distance d clus < R 200 from the cluster.

The distribution of d clus,fil is shown in Fig. 4.10. ETGs are found to have a smaller median distance to clusters than LTGs : 4.72 ± 0.06 cMpc and 5.17 ± 0.04 cMpc respectively. This difference is significant at 6.1σ. When looking at the distribution, we clearly see that ETGs are dominant at small distances while the inverse is true at large distances. Moreover the difference between the distributions is significant at ∼ 3σ over all the distance range. If interpreted in the context of the colour-density relation (e.g. Cooper et al. 2007), these results actually confirm that using DISPERSE with photo-z, we are able to recover a density increase along filaments up to AMASCFI outside R 200 .

We can go further in our analysis to study the role filaments play in quenching, by looking at how these distributions vary with redshift. We do this for two redshift bins 0.15 < z < 0.4 and 0.4 < z < 0.7.

Results are presented in Fig. 4.11, where we show the distributions of d clus,fil for ETGs and LTGs in the low (left) and high (right) redshift bins and in Fig. 4.12, where we show the distributions of d clus,fil for a ETGs (left) and LTGs (right) in the two redshift bins. Note that in these two figures, we are displaying the same four distributions but Fig. 4.11 focuses on the galaxy-type difference at a given redshift, while Fig. 4.12 focuses on the redshift evolution for a given galaxy type.

We see in Fig. 4.11 that there is no difference in the distance distribution between ETGs and LTGs at high redshift, while ETGs are slightly closer to cluster at low redshift. When looking at Fig. 4.12, we see that both galaxy populations see their median distance to clusters along filaments decrease with decreasing redshift, but the trend is stronger for ETGs, and not significant for LTGs (2σ 4.5 -Median values of the PDF of the filament galaxy distances to the clusters along filaments for ETGs and LTGs in different redshift bins. We use the CFHTLS W1, W3 and W4 fields. NS stands for 'not significant'.

Values and differences of the distribution medians are reported in Table 4.5. These results are discussed in Sect. 4.5. 

Galaxy groups inside filaments

As already mentioned, according to Libeskind et al. (2018), most filament finders tend to locate groups of M 200 ∼ 10 13.5 inside filaments. If groups are indeed located in filaments, then they may play a role in the observed gradient towards clusters observed in the previous section. We explore this possibility here. As mentioned in Sect 4.4.2.1, when computing the connectivity, some halos are not matched to DISPERSE nodes. The proportion of unmatched halos is actually a function of halo mass. This is shown in Fig. 4.13 where we plot the histogram of matched and unmatched halos as a function of log M 200 /M in the lightcone -3D skeleton at 5σ on the left panel and CFHTLS-like 2D skeleton in the middle panel -and in the CFHTLS-W1.

In the lightcone, all halos more massive than 10 14.5 M are located at a node of the cosmic web, both in 3D and at the CFHTLS precision. The fraction of halos of a given Error bars are the error on the median computed from 100 bootstrap re-samplings of the original distribution.

mass located at a node is higher in 3D than at the CFHTLS precision. This is expected as we show that at CFHTLS precision, the 2D skeleton only traces the most robust 3D filaments (7σ).

The observed difference between the CFHTLS-W1 and the CFHTLS-like mock probably comes from the fact that we are using AMASCFI clusters in the data, that have a position, redshift and M 200 uncertainty, explaining the higher fraction of unmatched clusters at a given M 200 . This point could be further investigated by applying AMASCFI to the CFHTLS-like mock to allow a fair comparison.

We now proceed to compute the distances of these unmatched halos to the filaments traced by DISPERSE in order to see where they are located with respect to the cosmic web. In 3D the operation is straightforward. In 2D we proceed as for the connectivity i.e. we compute the distance of the halo to the skeleton in a slice centred at the redshift of the halo to have as less reconstruction bias as possible.

There is a significant halo mass gradient towards filaments for the unmatched halos, both in 3D and in the CFHTLS-like lightcone (see Fig. 4.14 and Table 4.6). This gradient is not visible in the CFHTLS. Moreover, at any halo mass, more than 50% of halos are located in filaments (d skel < 1 cMpc). More precisely, in 3D ∼ 75% of halos with 13.3 < log M 200 /M < 14 are in filaments, ∼ 65 -70% in the CFHTLS-like mock and ∼ 75% in the CFHTLS-W1. These results have implication on the interpretation we can give to the galaxy-type gradient towards cluster along filaments we observed in Sect. 4.4.2.2, as discussed in Sect. 4.5.

Discussion

In Sarron et al. (2018) we observed an increase in the faint-end number density of both ETG and LTG cluster GLF with decreasing redshift. In the paper, we suggested that this could be due to the quenching of slightly brighter LTGs whose number density is dimmed with decreasing redshift. Breaking the degeneracy between redshift evolution and cluster masses helped us get a better insight of the dominating physical mechanisms that might be at play in clusters. Yet, we could not exclude that at least part of the ETG faint-end enhancement is due to clusters accreting faint ETGs that would have been pre-processed in the infalling galaxy groups along cosmic filaments.

The results obtained by our filament reconstruction using photo-zs can give us some insight on this question.

Gradient towards filaments

When looking at filaments after having excluded the node regions, we observe a galaxy type gradient towards filaments. The effect is shown to be slightly stronger for brighter galaxies. This shows that the well known results that bright passive galaxies are more clustered than fainter and star-forming galaxies (e.g. Swanson et al. 2008) is still verified out to redshift z = 0.7. This result is compatible with the findings of Malavasi et al. (2017) and Kraljic et al. (2018) using spectroscopic redshifts as well as Laigle et al. ( 2018) using high quality photo-zs.

Contrary to these three studies though, we did not try in this work to disentangle the effect of density from the pure geometrical effect of the anisotropic cosmic web, as this is beyond the scope of this work. Yet, in light of our results, and especially how they compare to Laigle et al. (2018), we might expect to obtain, as they do, a purely geometrical effect remaining, even at the CFHTLS precision, which would be very promising for future large surveys such as Euclid and LSST.

Yet, it was shown in Sect. 4.3 that, at the CFHTLS precision, the photo-z skeleton reconstruction is able to trace the most persistent (i.e. most massive) 3D filaments only (7σ). At this detection level in 3D, the number of nodes is of the order of the number of halos more massive than ∼ 2.5 × 10 13 M . Thus we expect not to remove the effect of smaller groups when removing the nodes in 2D, so that the galaxy type gradient observed may not be purely geometrical. This claim is further confirmed by our analysis of the distances to filaments of groups not located at the nodes performed in Sect. 4.4.2.3, showing that many groups not located at the node of the skeleton are actually in filaments and that the effect is expected to be stronger at CFHTLS precision than COSMOS precision, since more groups are not located in nodes.

Gradient towards AMASCFI clusters along filaments

In the scenario of hierarchical structure formation, clusters are to keep on accreting smaller groups in the redshift range 0.1 < z < 0.7 (see Sect. 4.1).

We showed in Sect. 4.4.2.3 that in the CFHTLS-like mock and CFHTLS-W1 data, a large fraction of groups are not located at the nodes of the cosmic web. The trend is actually mass dependent, with more massive groups being more often found at the nodes of the skeleton.

Looking at the distances of these unmatched groups to the skeleton, we found that most of them (∼ 65 -75%) are located in filaments, with a trend in mass again : more massive groups are more often found in filaments.

In Sect. 4.4.2.2, we showed that the ETG median distance to clusters along filaments is higher at high redshift than at low redshift (6.9σ significance). There seems to be a similar trend for LTGs but the difference is not significant (2σ).

This could fit with a picture where galaxies follow filaments towards the cluster potential well in the redshift range 0.15 < z < 0.7.

Another way to look at it is that we observed a galaxy type gradient towards clusters inside filaments in the low redshift bin (0.15 < z clus < 0.4), with ETGs being located in the regions closer to clusters along filaments than LTGs. At high redshift (0.4 < z clus < 0.7), the distributions are the same for ETGs and LTGs (see Fig.4.11). So galaxies in filaments get closer to clusters through cosmic time, and the trend is stronger for ETGs. This means that there shall be a process that quenches galaxies in filaments as they fall towards the cluster potential well.

Even though our results cannot assess which physical processes might be at play to explain the observed filament quenching, it is interesting to note that we also showed that the filaments are made up of galaxy groups. This could point towards filament quenching being due to pre-processing by galaxy groups through strangulation as argued by De Lucia et al. ( 2012). Yet we lack conclusive evidence to draw firm conclusions and this calls for further investigation.

Conclusion

I presented a method to detect filaments of the cosmic web based on photometric redshifts. I explored the ability of the method, already applied to the COSMOS field by Laigle et al. (2018), to statistically recover meaningful features of the cosmic web for different photo-z uncertainties 0.01 -0.05 × (1 + z). We conclude that the reconstruction is good at the CFHTLS precision (σ z ∼ 0.03 × (1 + z)) but more ambiguous with more noisy photo-zs.

I then applied the method to the CFHTLS T0007 data to study filaments of galaxies around AMASCFI clusters. Our analysis is mostly based on the connectivity of AMASCFI clusters i.e. their number of connected filaments.

Studying galaxy properties in these filaments connected to clusters allows us to conclude that there must be quenching happening in the filaments before galaxies reach the cluster virial radius -so-called pre-processing. By looking at the location of groups in the cosmic web, we postulated this pre-processing might occur in galaxy groups through strangulation during the hierarchical growth of structures. Yet we lack conclusive evidence for such a mechanism.

This could be overcome by studying in more detail galaxy populations in the connected filaments. We plan on computing their GLFs for different galaxy types in future work.

Chapter 5

Conclusions and perspectives

In this thesis, I studied galaxy clusters and their large-scale environment using photometric redshifts in the CFHTLS.

The first step of the project consisted in developing a new cluster finder algorithm : the Adami, MAzure and Sarron Cluster FInder (AMASCFI). It was built on the idea of apply it to large data sets from next generation wide survey such as Euclid. A big part of this work was to characterise the performances of the algorithm. This was done using simulation lightcones extracted from the Millennium Simulation as well as in the context of the fourth Euclid Cluster Finder Challenge (CFC4). I showed that the performances of our algorithm are comparable to other state-of-the-art cluster finders using Adam et al. (in prep.) results.

We then applied AMASCFI to the four CFHTLS T0007 Wide fields that span an effective area of 154 deg 2 in total and detected 7100 candidate clusters in the redshift range 0.15 < z < 1.1. Using X-ray observations of some of our candidate clusters, we were able to constrain the mass-richness scaling relation and inferred a mass for each of our candidate clusters at z < 0.7. We finally obtained a sample of 1371 candidate clusters with M 200 > 10 14 M in the redshift range 0.15 < z < 0.7. This sample has an estimated completeness of 70% and purity of 90%.

The high purity and size of our candidate cluster sample allowed us to study the redshift evolution of the galaxy luminosity function (GLF) of early-type (ETGs) and late-type (LTGs) galaxies for different cluster masses.

This was done by stacking the candidate cluster individual GLFs in bins of cluster mass (M 200 ) and redshift for ETGs and LTGs separately. Our analysis confirmed in particular that the GLF faint-end of faint ETGs shows a drop at high redshift, confirming that the cluster galaxy population still evolves at z < 0.7. We also confirmed that the red sequence (RS) is already well formed at z ∼ 0.7, but is enriched by faint ETGs at z < 0.7. We observed that this quenching is slightly more efficient in more massive clusters. We proposed that the RS enrichment is due to quenching of brighter LTGs in the cluster virial radius, but could not reject that at least part of the RS enrichment may be due to accretion of faint ETGs pre-processed in infalling groups. These results, as well as the description of AMASCFI were presented in Sarron et al. (2018).

Additionally, we fitted the redshift and mass co-evolution of our GLFs to provide the community with an observed conditional luminosity function (CLF) that could be used to constrain semi-analytical models of galaxy evolution.

As groups are expected to fall onto clusters along cosmic filaments, we decided to search for cosmic filaments around AMASCFI clusters to study the impact of pre-processing on the ETG GLF redshift evolution we observed.

To detect filaments from photometric redshifts, we used the method developed in Laigle et al. (2018) and explored its ability to statistically recover meaningful features of the cosmic web for different photo-z uncertainties 0.01 -0.05 × (1 + z) characteristic of current and future wide surveys.

We showed that the method is able to recover the structure of the cosmic web and the influence of filaments on galaxy properties unambiguously for surveys having a typical uncertainty σ z = 0.03 × (1 + z) at a depth of at least m * + 1.25 as is the case for the CFHTLS T0007 data in the range 0.1 < z < 0.7.

This enabled us to analyse cosmic filaments around AMASCFI clusters through the study of their connectivity i.e. the filaments connecting the clusters to the cosmic web. Studying the distance of galaxies in these filaments towards clusters, we showed that our study comforts the hierarchical model of cluster formation and conclude that some quenching must take place in filaments. We suggested that this might be due to strangulation in galaxy groups as we observed that most of these groups are located in the filaments. Yet as we lack conclusive evidence for such a mechanism, we concluded that further studies using other tools is necessary.

Many of these results raise questions and open the way to further studies. In the next paragraphs, I review some ideas that we plan to explore in the future.

Cluster Galaxy Luminosity Functions

In our study of AMASCFI cluster GLFs, we find that the faint-end slope of early-type galaxies decreases with redshift, meaning that the red sequence is enriched by faint ETGs in the redshift range 0.1 < z < 0.7.

To investigate the effect of pre-processing in this thesis, we explored how the distance of galaxies in filaments to clusters depends on galaxy type and redshift.

Another way to investigate this could be to study how the cluster GLF redshift evolution depends on the connectivity of the cluster. Having laid out the ground work of computing the individual cluster GLFs and connectivity in this thesis, such a study can easily be implemented. Our cluster sample should be large enough to study the GLF dependence on connectivity at different redshifts or different masses. The implications of finding a dependence of the GLF on connectivity are not easy to interpret though because group accretion onto clusters is a dynamical process, and knowing the cluster connectivity does not allow to understand its accretion history. Yet combining this with a study of galaxy populations inside filaments may lead to interesting results.

Another related subject worth exploring is the galaxy stellar mass function (GSMF) of our clusters. GSMFs are similar to GLFs but look at the stellar mass distribution of galaxies rather than their luminosity distribution. Cluster, group and field GSMFs have been extensively studied at different redshifts (e.g. Ilbert et al. 2010;Vulcani et al. 2013;Tomczak et al. 2017) as they can be directly compared to simulations (which output a stellar mass for each galaxy). However, starting from observations, one must suppose a proxy to the mass. This can be done through SED fitting using LePhare (Ilbert et al. 2010) but ideally requires near-infrared observations in the galaxy rest-frame. This is not the case for CFHTLS.

We could use instead the recent Vipers-MLS survey (Moutard et al. 2016) -that adds UV and near infrared bands to the CFHTLS W1 and W4 fields -to compute a stellar mass estimate for CFHTLS galaxies. Davidzon et al. (2016) computed the environmental dependence of the GSMF of passive and star-forming galaxies in this survey using the local density as a proxy for environment. We could carry out similar work but using our cluster sample and its connected filaments (see next paragraph).

Moreover, comparing the GLF and GSMF for the same sample of clusters will allow to check for potential issues in the conversion from magnitudes to masses.

Galaxy luminosity function in AMASCFI filaments

As already mentioned in chapter 4, to study how accretion of groups along filaments might affect our cluster GLFs, the most natural way of proceeding is to compute the GLF of filaments. We plan to do this in future work.

In principle, the method will be similar to what we did for galaxy clusters, by selecting galaxies considered as members and subtracting the field component because of projection effects. Yet, as filaments are not as dense as clusters, the individual measurements will be more noisy. This is why we will have to take some care in the membership assignment to increase our S/N . This can be done by computing a membership probability using the PDZ of each galaxy and choosing the most probable members for our GLF computation.

As for our study of cluster GLFs presented in chapter 3, stacking the individual filament GLFs should allow to increase the S/N and obtain a Schechter fit with good constraints on parameters.

Detecting filaments in 3D using the PDZ In our method to detect filaments, we decided to cut the galaxy catalogue in redshift slices and use the 2D density in the slices to reconstruct the filaments of the cosmic web.

Yet, in this process some information is lost. Indeed, when choosing the galaxies included in each slice, we use their photo-z. This means that we collapse the 1D PDZ to a single point. Thus we do not use all the information available on the galaxy position.

One way to go further would be to project the galaxy position probabilities (i.e. right ascension, declination and PDZ) onto a 3D grid. In this scheme each galaxy is spread on several pixels (along the line of sight) with a weight corresponding to its probability to be in that pixel. By summing over all galaxies, we obtain a 3D galaxy density estimate without loosing information. This could be combined to a cloud-in-cell scheme to allow a better density reconstruction. One possible limitation of the method is computational resources, particularly memory consumption, that may limit the spatial resolution of the 3D density field estimate. We will explore whether this method allows to trace the 3D skeleton directly from photometric redshifts.

Improved AMASCFI and SDSS Stripe82

We showed in chapter 2 that AMASCFI could still be improved compared to the version published in Sarron et al. (2018) and Adam et al. (in prep.). We plan on developing further the algorithm to improve its performances, especially regarding group detection. Indeed, detecting groups more reliably would allow us to further explore their role in galaxy quenching and their link to cosmic filaments.

Moreover we could apply an improved version of AMASCFI to the SDSS Stripe 82, a 300 deg 2 area of the SDSS with similar depth and photo-z quality as the CFHTLS. Combining this field with the CFHTLS would increase our number of candidate clusters by a factor ∼ 3, allowing for finer analysis of the redshift and environment dependence of galaxy quenching.

Introduction

Starting with the pioneering work of de Lapparent et al. (1986), observations based on spectroscopic redshifts have shown that galaxies were not distributed homogeneously on the sky, but Based on our own data (see Guennou et al. 2014) and archive data obtained with MegaPrime/MegaCam, a joint project of CFHT and CEA/DAPNIA, at the Canada-France-Hawaii Telescope (CFHT) which is operated by the National Research Council (NRC) of Canada, the Institut National des Sciences de l'Univers of the Centre National de la Recherche Scientifique of France, and the University of Hawaii, and based on Subaru/SuprimeCam archive data. Also based on observations made with the Gran Telescopio Canarias (GTC), installed in the Spanish Observatorio del Roque de los Muchachos of the Instituto de Astrofísica de Canarias, in the island of La Palma. This research has made use of the NASA/IPAC Extragalactic Database (NED) which is operated by the Jet Propulsion Laboratory, California Institute of Technology, under contract with the National Aeronautics and Space Administration.

were concentrated along filaments and sheets, with large regions almost devoid of galaxies. Since then, this result has been confirmed by many surveys, either shallow but covering large regions on the sky (e.g. 6dF, Jones et al. 2009;SDSS, Doroshkevich et al. 2004), or deep but limited to much smaller fields (e.g. VVDS, Le Fèvre et al. 2005). Numerical simulations of dark matter particles, which were started in the 1970s by Press & Schechter (1974) with a few thousand particles and that now reach billions of particles (70 billions in the Horizon 4π simulation, Teyssier et al. 2009), have obtained similar results, with matter also concentrating along filaments and sheets, clusters of galaxies being located at the intersection of several filaments. Although clusters are believed to form mainly at redshifts z > 1, they appear still to be accreting galaxies and groups of galaxies along the filaments they are connected to, as suggested for example by the analysis of large spectroscopic surveys from which the dynamical properties of clusters can be derived (for example for Article published by EDP Sciences A69, page 1 of 19 A&A 588, A69 (2016) the Coma cluster, based on 715 spectroscopic redshifts, Adami et al. 2009).

Several methods have recently been developed to detect filamentary patterns in large surveys, such as the Bisous model [START_REF] Stoica | [END_REF], an object point process with interactions, whose topology is based on the Felix model (Shivashankar et al. 2016), or the FilFinder algorithm that is based on techniques of mathematical morphology (Koch & Rosolowsky 2015). The Bisous model has been used by Tempel et al. (2014a) to build a public catalogue of filaments based on the SDSS data release 8. The longest filaments in this catalogue can reach 60 h -1 Mpc at a maximum redshift of z ∼ 0.15. Interesting results were obtained by this team, showing in particular that galaxies and groups are not uniformly distributed along filaments, but tend to form a regular pattern with a characteristic length of between 4 h -1 Mpc and 7 h -1 Mpc, depending on the statistics used (Tempel et al. 2014b). The existence of a statistically significant alignment between the satellite galaxy positions and filament axes was also found (Tempel et al. 2015), as well as an alignment between the orientation of galaxy pairs and their host filaments (Tempel & Tamm 2015).

However, the detection of filaments at the intersection of which clusters are located remains difficult and limited to relatively low-redshift clusters. At optical or infrared wavelengths, filaments have been found in a few systems, in particular between two neighbouring clusters, based on spectroscopic data. In some cases star formation appears enhanced, as seen between the clusters Abell 1763 and Abell 1770 (z = 0.23), where starburst galaxies are numerous (Edwards et al. 2010). Weak-lensing techniques have also allowed detecting filaments, such as that between Abell 222 and Abell 223, at redshift z = 0.21 (Dietrich et al. 2012). According to Dietrich and collaborators, this filament coincides with an overdensity of galaxies and with diffuse, soft-X-ray emission, and contributes a mass similar to that of an additional galaxy cluster to the total mass of the supercluster. In X-rays, the detection of filaments remains difficult, however, because of their very faint emission (see e.g. the filament in Abell 85, which was interpreted as due to groups falling onto the main cluster, Durret et al. 2003Durret et al. , 2005)).

In the present paper, we aim to search for filaments of galaxies around clusters at relatively high redshifts, taking advantage of the large database that we have collected in the DAFT/FADA survey for clusters in the 0.4 < z < 0.9 redshift range. This survey comprises 90 clusters selected to be massive from their X-ray/ROSAT properties, and with HST images available in at least two bands. We then obtained deep imaging data in five optical bands and one infrared band, and as many galaxy spectroscopic redshifts as possible, either from our own observations with various telescopes (we were granted about 70 nights of telescope time altogether) and from archive data 1 .

We applied a method that consists of selecting galaxies that are likely to belong to each cluster based on a colour-magnitude diagram, and of computing density maps for these selected galaxies with an adaptive kernel method to estimate the extent of the galaxy distribution around each cluster. This method is very similar to that applied by Kartaltepe et al. (2008) on fourteen clusters from the MACS sample at z ∼ 0.5. This is an exploratory study to determine whether we can apply this method to search for extensions and filaments around a much larger sample of clusters.

The paper is organized as follows. The data and method with which we searched for filaments and estimated their lengths are described in Sect. 2, and results are shown in Sect. 3 and discussed in Sect. 4. We transformed angles into physical units using Ned Wright's Cosmology Calculator2 with H 0 = 70 km s -1 Mpc -1 , Ω Λ = 0.7, and Ω M = 0.3.

Data and method

Data

The data used for this work come from the DAFT/FADA survey and were first presented by Guennou et al. (2010) and then analysed by Guennou et al. (2014, hereafter G14) 3 . We limited our analysis to the thirty clusters of the DAFT/FADA survey for which CFHT/Megacam or Subaru/SuprimeCam wide field data are available in at least two photometric bands (obtained with the same telescope, except for MS 2053.7-0449 and CXOSEXSI J205617.1-044155), either from our own observations or from the archives. The fields of these two cameras are 1 × 1 deg 2 and 34 × 27 arcmin 2 , respectively, and only one field per cluster is available. Whenever possible, the two photometric bands were chosen to bracket the 4000 Å break. For the five following qclusters this was not possible: Cl J0152.7-1357, BMW-HRI J122657.3+333253, ZwCl 1332.8+5043, RX J1524.6+0957, and RCS J1620.2+2929.

For three clusters (indicated with SC in the sixth column of Table 1) the Subaru/SuprimeCam archive images had too short exposure times to be usable, therefore we retrieved the CLASH catalogue 4 and based our analysis on the CLASH V and I band data. For MACS J0717+3745 we analysed both archive images and the CLASH data and found similar results. The full cluster list is given in Table 1. In the last two columns of this table, we give an estimate of the completeness limits of the two images from which the cluster galaxies were selected. For this, we have drawn magnitude histograms in 0.5 mag bins. To be conservative, we consider that the histograms are complete up to two bins below the bin where the counts flatten. The Subaru data are of course deeper than the Megacam data, but although our data are not fully homogeneous, they are of sufficient quality and homogeneity for a pilot study.

Method

To map the galaxy distribution around the clusters of our sample, we first selected the galaxies that have a high probability to be at the cluster redshift. For this, we first ran SExtractor (Bertin & Arnouts 1996) on the images to assemble catalogues with magnitudes in two bands for each cluster. The magnitudes we used are MAG_AUTO. We then separated galaxies from stars using a maximum surface brightness of the light profile versus magnitude diagram and eliminated stars. We then corrected for Galactic extinction using the maps of Schlegel et al. (1998).

We also retrieved all the spectroscopic redshifts available in our own data and in NED for each cluster. Most of the redshift histograms thus obtained have been shown by G14, so we only show the redshift histograms that were not in G14 in Appendix C. We then drew colour-magnitude diagrams for each cluster and superimposed the positions of the galaxies with spectroscopic redshifts that belong to the cluster. This allowed defining the red sequence of the early-type galaxies that belong to the cluster and to fit it with a linear function. Because the red sequence slope has been observed to not evolve across the redshift range considered here (e.g. De Lucia et al. 2007), we assumed a fixed slope of -0.0436. Since for many clusters we only have a few spectroscopic redshifts, we preferred to take a fixed slope for the red sequence; this is the same we used in several of our papers (Durret et al. 2011a;Martinet et al. 2015a), to treat all the clusters in a consistent way. For the same reason, we also chose to select the same width of ±0.3 on either side of the red sequences of all the clusters. This value is often used in the literature (see e.g. Laganá et al. 2009 and references therein). For the clusters with many spectroscopic members, this value allows encompassing these members quite well, as in Fig. 1. These choices are obviously simplifications, since the red-sequence slope and width are not exactly the same for all bands, but with the available data we would add noise by applying a more elaborate selection. Only galaxies with magnitudes brighter than r ∼ 24 (or the equivalent in other filters) were taken into account to perform the red sequence fit. We then selected all the galaxies within ±0.3 mag of this sequence as probable cluster members, as illustrated in Fig. 1 for MACS J0717+3745. For clusters that only have a few spectroscopic redshifts, we imposed a value of the intercept by eye, based on the determinations computed for clusters with many spectroscopic redshifts, and requesting that the intercept increases with redshift in agreement with the colours given by Fukugita et al. (1995). We then extracted the catalogue of probable cluster galaxies in the same way as above.

We thus obtained for each cluster a catalogue of galaxies that are likely to belong to the cluster (hereafter "cluster galaxies"). For each cluster, we then computed a 2D density map based on the cluster members selected with the red sequence. To do this, we applied the adaptive kernel technique with a generalized Epanechnikov kernel as suggested by Silverman (1986). A summary of our implementation is given in Dantas et al. (1997). It is based on an earlier version developed by Timothy Beers (ADAPT2) and further improved by Biviano et al. (1996). The statistical significance is established by bootstrap resampling of the data. A density map is computed for each new realisation of the distribution. For each pixel of the map, the final value is taken as the mean over all realisations. A mean bootstrapped map of the distribution is thus obtained (see Mazure et al. 2007). The number of bootstraps used here is 100.

To derive the significance level of our detections, it is necessary to estimate the mean value and dispersion of the background of each image. For this, we drew the histogram of the pixel intensities for each density map. An example is shown in Fig. 2 A69, page 3 of 19 A&A 588, A69 (2016) Fig. 1. Colour-magnitude diagram for MACS J0717+3745. The black points are all the galaxies in the field. The green crosses are the galaxies in a radius of 1 Mpc around the cluster centre. The red crosses show all the galaxies with spectroscopic redshifts in the cluster range (taken to be [0.530, 0.560]). The red line is the best fit of the cluster red sequence. The cyan points show the galaxies with a colour within ±0.3 of the cluster red sequence, and selected as belonging to the cluster. for MACS J0717+3745. We applied a 2.5σ clipping to eliminate those pixels of the image that have high values and correspond to objects in the image. We then redrew the histogram of the pixel intensities after clipping and fitted this distribution with a Gaussian. For each cluster, the mean value of the Gaussian will give the mean background level, and the width of the Gaussian will give the dispersion, which we call σ. We then computed the values of the contours that correspond to 3σ detections as the background plus 3σ. In all the figures of the following section where density maps with contours are presented, we show contours starting at 3σ and increasing by 1σ. As mentioned in the previous subsection, the depths of all the images do not strongly differ from one cluster to another for a given telescope and filter, therefore the Megacam density maps on the one hand and the Subaru maps on the other hand can be considered as roughly homogeneous. Hence, our 3σ detections can be considered as roughly homogeneous, at least for a given telescope and set of filters.

Interestingly, for several clusters for which the red sequence was defined by two sets of filters (for example g and r , and g and i ) the significance level of the detection is higher when the filter set brackets the 4000 Å break well, but the extent of the detection on the density map remains roughly the same. This gives us confidence on the detections achieved even for filter sets that do not bracket the 4000 Å break well.

Reliability tests of the galaxy selection

To test the reliability of our density maps, we made several tests on MACS J0717+3745, a bright cluster for which hundreds of spectroscopic redshifts are available. Our best fit is V -I = -0.0436 × I + b, with b = 2.75. Keeping our selection of galaxies within ±0.3 mag from the red sequence, we first changed the value of b by steps of 0.25, and built density maps for the following values: 2.50, 2.75, 3.00, and 3.25. We therefore conclude that the parameters chosen to select the "cluster galaxies" that were used to compute the density maps are the best choice, and our detections remain reliable even if these parameters change slightly. This is important in particular for clusters for which the red sequence is more difficult to determine because only a few spectroscopic redshifts are available for them.

Reliability tests of the cluster detection levels

When studying the BMW-HRI J122657.3+333253 cluster, we faced several problems that led us to test the method we used to estimate the detection levels of our clusters.

First, our Subaru/SuprimeCam image suffered from contamination by diffuse light that is due to the bright nearby galaxy NGC 4395, which is located about 20 arcmin west of the cluster centre. Because this diffuse light was not masked during the SExtractor processing, a number of false detections were included in our catalogue, all of them on the west side of the field, and these spurious objects also strongly contaminated the cluster red sequence.

We therefore cut the density map to eliminate this structure and calculated contour levels. After this cut, Fig. B.1 (top) shows three bright structures close to the image edges, but BMW-HRI J122657.3+333253 is not detected at the 3σ level. However, we clearly see the cluster, the position of which is indicated with a white circle in Fig. B.1, and it corresponds to the X-ray detection (see G14,Fig. A.19).

This might mean that very bright structures artificially increase the level of the background we compute, and therefore also that of the 3σ contours required for an object to be considered as detected. We therefore made two attempts. Here, the cluster is detected at 15σ and structures that were too faint to be clearly visible before are now clearly detected. East of the cluster, a structure is detected at the 5σ level. It coincides with structure 1 in M15, which can be identified in NED with the cluster X-class 1808, at redshift z = 0.766. These detection levels are to be taken with caution, however, as the area over which the background has been estimated is too small to provide reliable statistics.

This shows that very bright sources in the field can artificially enhance our estimation of the background of the density map and cause us to underestimate the significance level of the structures that we detect. In addition, the initial smoothing scale applied to the data (i.e. the initial kernel dimension) depends on the 2D galaxy distribution in our sample. Very bright sources in the field tend to slightly oversmooth our 2D density maps in regions of lower density (compared to the density of very bright sources, including the cluster we are trying to detect). As a result, we might lose some details in the close environment of the cluster if sources brighter than the cluster are present in the field (as seen in the tests for BMW-HRI J122657.3+333253).

We therefore made a fourth attempt, which was to trim the catalogue of cluster galaxies to eliminate NGC 4395 as well as other edge effects (seen as bright sources in the corners of the density map), and we recomputed the density map. We consider this last map as the final result for BMW-HRI J122657.3+333253, as presented in Sect. 3.2.6. and Fig. 20. However, we must keep in mind that the significance levels we report may be underestimated when very bright structures are present as well. We checked that none of the other clusters showed such strong edge effects.

As a further test, we considered the cases of the five clusters where a structure with a brightness similar to or higher than that of the cluster was present in the density map: ZwCl 1332.8+5043, RCS J0224-0002, PDCS 018, XDCS cm J032903.1+025640, and MJM98 034. We spatially cut the cluster galaxy catalogues (i.e. the galaxies selected to belong to each of these clusters) and recomputed the density maps and contours (as in the bottom panel of Fig. B.1). In all cases, the significance levels of the cluster detections increased by a modest amount (1σ) and the cluster extents became only slightly larger. This means that the contamination only becomes important when an object with a brightness higher than that of the cluster is present.

Results

We present our main results in this section. They are based on the density map of each cluster, onto which we superimposed the intensity contours computed as explained above, starting at 3σ. We only show those parts of the images in the figures that contain information. However, the background was always computed on the entire images. To indicate the scale, we plot a circle of 1 Mpc radius in all figures. This is centred on the position of the cluster taken from NED and given in Table 1. In some cases the circle is not exactly centred on the maximum of the galaxy density map. This is probably because the cluster position given by NED can have different origins (the brightest cluster galaxy, the X-ray maximum, or the centroid of the X-ray emission, etc.). We briefly discuss this question for each object when this is the case.

Table 2. Sizes of the major (a) and minor (b) axes of the ellipses (in Mpc) that fit the elongations for all the clusters in our sample that show an extended and/or elongated structure (the yellow ellipses in the figures; for MACS J0717+3745 there are two ellipses, as illustrated in Fig. 5). Figures 3 to 27 show the galaxy density maps. Yellow denotes the highest density, purple the lowest, and dark blue corresponds to no galaxies. These figures are illustrative, and the scales and density levels are not the same in each figure.

Cluster name

For each cluster, an approximate size of the extension was obtained by adjusting by eye an ellipse that fits the 3σ contours best. The major and minor axes of the ellipses are given in Table 2 for the extended objects. Two ellipses were necessary for MACS J0717+3745, but for all the other objects, a single ellipse was sufficient.

Whenever possible, we compare our results with the mass distributions derived by Martinet et al. (2015b, hereafter M15) with a weak-lensing analysis, and in some cases also from X-rays. These three methods are complementary. For a given cluster, the density map at the cluster redshift is sensitive to clusters and filaments in the plane of the sky. On the other hand, weak lensing detects mass along the line of sight, and therefore clusters and filaments regardless of their orientation, but it can be contaminated by projection effects of foreground and background structures. Finally, X-rays trace the hot baryons of groups and clusters.

We separate our results into four different subsections: the twelve clusters showing an extended structure and/or filaments detected at a 3σ level, the eleven clusters with neighbouring structures but showing no large elongation or filament detected at a 3σ level, the three clusters showing no large extension and no significantly detected neighbouring structures or filaments, and the four clusters whose contrast is too low to be detected at 3σ on the density maps.

Twelve clusters showing an extended structure and/or filaments

We first present here the twelve clusters in which we detect an extended or elongated structure and/or filaments.

3.1.1. Cl 0016+1609 (z = 0.5455)

Cl0016+1609 has an elongated structure at least 4.8 Mpc in length (Fig. 3) and several possible companion clusters. The cluster RXJ0018.3+1618 (at z = 0.5506) found in NED and shown as a small black circle labelled A is detected at 5σ.

A69, page 5 of 19 A&A 588, A69 (2016) Fig. 3. Density map of the galaxies selected as belonging to the cluster Cl 0016+1609 (z = 0.5455). The large black circle (in some of the following figures it may be drawn in other colours to be more clearly visible) is centred on the position of the cluster given in Table 1 and has a radius of 1 Mpc, as in all following figures. The green contour levels start at 3σ and increase by 1σ. The cyan ellipse (often drawn in yellow in other figures) indicates the maximum extent of the 3σ contours, with the values of the ellipse major and minor axes given in Table 2. The dark blue ellipse indicates the maximum extent if the neighbouring cluster A is excluded. The small white points show the positions of the galaxies with a measured spectroscopic redshift, and the magenta points those that are in the approximate cluster redshift range (given in the figure captions, here 0.53 < z < 0.57). The medium-size circles (here black, but also blue or white in some of the following figures) indicate clusters that we detect and that can be identified with a galaxy cluster or group in NED. North is up and east is left in all figures.

Fig. 4. Same as Fig. 3 for MACS J0647.7+7015 (z = 0.5907).

It is probably a low-mass companion of Cl0016. It is located 9.8 arcmin (3.8 Mpc at the cluster redshift) south-west of Cl0016 and is also mentioned by Kartaltepe et al. (2008). The total extent of the system including Cl0016+1609 and cluster A is 7.4 Mpc (see Table 2). A source labelled B is detected at 5σ 25.3 arcmin (9.7 Mpc) south of Cl0016 and can be identified in NED with the cluster RX J0018.8+1602 at z = 0.5406. Higuchi et al. (2015) calculated the virial masses for Cl0016+1609 and RX J0018.8+1602 and found respective values of (20.9 ± 2.1) × 10 14 M and (4.5±1.1)×10 14 M . The source labelled C detected at 3σ north-north-east of Cl0016 has no identification in NED.

There are 292 spectroscopic redshifts in the 0.53 < z < 0.57 range; their distribution is roughly Gaussian.

3.1.2. MACS J0647.7+7015 (z = 0.5907) MACS J0647.7+7015 appears elongated (Fig. 4) but only at the 3σ level. We can note, however, that Kartaltepe et al. (2008) detected a rather large elongation for this object.

Fig. 5. Same as Fig. 3 for MACS J0717+3745 (z = 0.5458). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.53 < z < 0.565 interval.

Fig. 6. Same as Fig. 3 for MACS J0744.9+3927 (z = 0.6860). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.68 < z < 0.705 interval.

3.1.3. MACS J0717+3745 (z = 0.5458) MACS J0717+3745 is a very massive cluster (M NFW 200 = 2.26 × 10 15 M according to M15) that is known to be an extreme merger in X-rays (Mann & Ebeling 2012). Figure 5 shows a first elongation of about 6.0 × 1.8 Mpc that contains the main cluster labelled A (structure 1 in M15) and a second massive structure labelled B (structure 2 in M15) to the south-east. A second elongation of about 3.2 × 2.1 Mpc (labelled C and coinciding with structure 3 in M15) is detected farther south. Figure 5 is similar to Fig. 2 of Kartaltepe et al. (2008). As discussed by M15, neither of these elongations is strongly detected in X-rays, which means that they are probably formed by one or two filaments and not only by clusters merging at large scales. We note that this filament was previously reported by Jauzac et al. (2012) and Medezinski et al. (2013) and is the longest and strongest filament detected in our sample of clusters. There are 577 spectroscopic redshifts in the 0.530 < z < 0.565 range, the histogram of their distribution is shown in 3.1.4. MACS J0744.9+3927 (z = 0.6860) MACS J0744.9+3927 (z = 0.6860) is detected at the 10σ level and shows an elongation reaching almost 4 Mpc in the east-west direction (Fig. 6). This cluster has a high mass, as derived both A69, page 6 of 19 Fig. 7. Same as Fig. 3 for RXC J1206.2-0848 (z = 0.4400). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.42 < z < 0.46 interval. from X-rays (M r500 = 9.9 × 10 14 M (G14)) and from weak lensing (M r < 1.5 Mpc = 20.5 × 10 14 M Applegate et al. 2014). Only two spectroscopic redshifts are available in the 0.68 < z < 0.705 range.

3.1.5. RXC J1206.2-0848 (z = 0.4400) RXC J1206.2-0848 shows an elongation towards the west (labelled A) that may be a second less massive cluster (see Fig. 7). A fainter structure (labelled B) is detected at 3σ north of the second one and seems linked to it by a filament of galaxies, but the detection level of this possible filament is below 3σ. We were unable to identify these two structures with clusters in NED. Several other features are detected in the field, but barely at a 3σ level, therefore we only plot these structures in Fig. 7. Fiftytwo spectroscopic redshifts are available in the 0.42 < z < 0.46 interval, but none in the filament.

3.1.6. ZwCl 1332.8+5043 (z = 0.6200) ZwCl 1332.8+5043 is detected at a 9σ level in the density map (Fig. 8). Matter may be present between the cluster and the structure labelled A detected at 3σ to the north-east, but its detection level is below 3σ and there is no identification in NED for this north-eastern structure. Neither is there a NED identification for the structure labelled B. The two features seen west of the cluster can be identified with the double cluster Abell 1758 North ) that shows two bright substructures north and south of the cluster in X-rays (G14). These structures more or less coincide with those labelled A and B within the black ellipse of Fig. 9. A third structure (labelled C and coinciding with structure 2 in M15), much brighter than B, is detected 18 arcmin to the south-west and can be identified with LCDCS 0825 at redshift z = 0.3900. A fourth structure (labelled D) north-east of LCDCS0829 is detected at 4σ and can be identified with LCDCS 0833, at z = 0.5500. The differences in redshift suggest no link between LCDCS 0829 and its neighbours in projection on the sky. The redshift histogram of the 43 galaxies with 0.44 < z < 0.46 in LCDCS 0829 is roughly Gaussian and suggests that this cluster cannot be far from dynamical equilibrium.

3.1.8. MACS J1423.8+2404 (z = 0.5450) MACS J1423.8+2404 is a rather massive cluster (M NFW 200 = 8.2 × 10 14 M in M15) showing elongations to the north and south (the cyan ellipse on Fig. 10) that coincide with those detected in X-rays by G14. It also shows a large structure to the south labelled A within the yellow ellipse in Fig. 10 anda fainter one about 9 arcmin to the north-east, labelled B. Both are only detected at 3σ and are not detected by Kartaltepe et al. 2008). If the southern structure is indeed linked to the main cluster, the total elongation is about 6.0 × 3.0 Mpc 2 (the yellow ellipse), if this is not the case, it is only 3.7 × 2.3 Mpc 2 (the cyan ellipse). No redshift close to that of the cluster is available.

3.1.9. MACS J1621.4+3810 (z = 0.4650) MACS J1621.4+3810 is a moderately massive cluster (M NFW 200 = 6.4 × 10 14 M in M15) that appears to be embedded in a multiple structure at least 7.6 Mpc long along a north-west A69, page 7 of 19 A&A 588, A69 (2016) Fig. 10. Same as Fig. 3 for MACS J1423.8+2404 (z = 0.5450). The yellow ellipse shows the maximum extension including the southern structure (about 6 Mpc), the cyan ellipse the extension without the southern structure (about 3.7 Mpc). -south-east direction (the yellow ellipse in Fig. 11), including structures A and C (C coincides with structure 3 in M15). MACS J1621.6+3810 is also part of this structure, but does not appear clearly, probably because it is not very massive. Two other structures are visible south (B) and south-west (D) of the main cluster. Although no identifications with clusters can be made from NED, this system could be a supercluster and deserves a detailed dynamical analysis. This would require new data, since no redshift close to that of the cluster is available at present. Only three spectroscopic redshifts are available.

3.1.10. MS 1621.5+2640 (z = 0.4260) MS 1621.5+2640 is a rather massive cluster (M NFW 200 = 9.4 × 10 14 M in M15) with a much less massive companion structure located to the south-east (labelled A, within the yellow ellipse in Fig. 12), which is not detected in the weak-lensing map of M15. Several other structures are visible on the density map: a 6σ detection to the south-east (labelled B) that can be identified Fig. 12. Same as Fig. 3 for MS 1621.5+2640 (z = 0.4260). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.415 < z < 0.44 interval.

Fig. 13. Same as Fig. 3 for RX J1716.4+6708 (z = 0.8130). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.79 < z < 0.83 interval.

with FSVS_CL J162412+263008 at z = 0.370, and two 3σ detections to the south and west (labelled C and D) with no NED identifications. There are 132 spectroscopic redshifts in the 0.415 < z < 0.44 interval, and the redshift histogram appears to be roughly Gaussian, but there is no spectroscopic information on object A (within the yellow ellipse of Fig. 12).

3.1.11. RX J1716.4+6708 (z = 0.8130) RX J1716.4+6708 is a very massive cluster (M NFW 200 = 1.46 × 10 15 M in M15) showing a double structure elongated roughly in the east-west direction (Fig. 13). A third structure labelled A is detected 9.7 arcmin (4.4 Mpc at the cluster redshift) towards east-north-east. Galaxies may be present between these structures, but their detection does not reach 3σ. A fourth structure, labelled B, is located 10.7 arcmin (4.9 Mpc at the cluster redshift) to the south-west. Thirty-seven spectroscopic redshifts are available in the cluster range (0.79 < z < 0.83), and their histogram is shown in Fig. C.4. The flat spectroscopic redshift histogram implies that there are at least two dynamical systems (or more), as confirmed by a Serna-Gerbal analysis (Serna & Gerbal 1996), which implies the existence of merging events occurring in a plane different from that of the sky (G14). It would be interesting to analyse this system in detail from a dynamical point of view with more spectroscopic redshifts, since we might be witnessing a protocluster still in the process of forming, as suggested by Henry et al. (1997).

3.1.12. MACS J2129.4-0741 (z = 0.5889) For MACS J2129.4-0741 the density map shows a strong 14σ detection, and its structure seen in Fig. 14 is quite similar to that found by Kartaltepe et al. (2008). The cluster is clearly A69, page 8 of 19 Fig. 14. Same as Fig. 3 for MACS J2129.4-0741 (z = 0.5889). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.58 < z < 0.59 interval. Fig. 15. Same as Fig. 3 for Cl J0152.7-1357 (z = 0.831). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.815 < z < 0.86 interval. asymmetric and elongated roughly along the east-west direction, possibly due to a merger. This cluster must be of rather low mass, since Applegate et al. (2014) were unable to determine its mass through weak lensing. There is no other source detected at 3σ in the density map, and only two spectroscopic redshifts are available in the cluster range.

Eleven clusters with neighbouring structures, but without extensions or filaments detected at a 3σ level

We now present the eleven clusters that have neighbouring structures, but no filaments or large extensions detected at a 3σ level. 10 15 M in M15) known to include two structures that are in the process of merging (G14, and references therein), within the 1 Mpc radius circle of Fig. 15. North-north-west of this circle lies an elongation (the yellow ellipse) that suggests another possible merger at this scale. Several other structures are visible in Fig. 15. The structure (labelled A) 8.8 arcmin to the east can be identified in NED with the cluster [BGV2006] 008 at z = 0.577, while the structure (labelled B, and corresponding to structure 4 in M15) 10.0 arcmin to the south-east coincides Fig. 16. Same as Fig. 3 for RCS J0224-0002 (z = 0.773). The cyan and white circles have a radius of 1 Mpc and are located at the positions given by Gladders et al. (2002) and by our Table 1 (see text), respectively. The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.765 < z < 0.79 interval.

in position with X-CLASS 0442 at z = 0.7450. Since both are foreground clusters, there is no supercluster in the region of Cl J0152.7-1357. The structure labelled C has no counterpart in NED. There are 201 galaxies with spectroscopic redshifts in the 0.815 < z < 0.86 range. The corresponding redshift histogram is roughly bimodal, with 81 galaxies in the 0.815 < z ≤ 0.835 interval and 120 galaxies in the 0.835 < z < 0.86 range. The positions of these two systems appear superimposed on the sky, implying that the merger is taking place more or less in the plane of the sky (also see G14 and Girardi et al. 2005).

3.2.2. RCS J0224-0002 (z = 0.7730) RCS J0224-0002 (z = 0.7730) was discovered by Gladders et al. (2002) to be a massive cluster showing a system of gravitational arcs. We note that the position given by NED corresponds to the name given by Gladders et al. (2002) with truncated coordinates, 02 24, -00 02, while on the Megacam image the centre of the cluster is roughly located at RA = 02 h 24 mn 34.368 s , Dec = -00 • 02 29.4 . We indicate the latter position in Table 1 and show both positions in Fig. 16. We only detect RCS J0224-0002 at the 3σ level (between the two cluster positions mentioned above), probably because it is quite distant and the exposure times of our images are rather short (1492 s in g and 660 s in i ). The structures labelled A, B, and C can be identified with clusters in NED that have photometric redshifts in the range 0.41-0.45 and therefore cannot be in the vicinity of RCS J0224-0002. There are only five spectroscopic redshifts in the 0.77 < z < 0.78 range.

PDCS 018 (z = 0.4000)

PDCS 018 is a cluster for which very little information is available: it has only three references in NED, all from the Palomar Distant Cluster Survey (Postman et al. 1996). In Fig. 17, PDCS 018 appears to be elongated in the north-south direction, possibly due to an ongoing merger, but in the absence of X-ray data it is difficult to make a definite statement. Two bright structures are seen in the density map 25.2 arcmin north-west (labelled A) and 17.1 arcmin south-east (labelled B) of the cluster. The north-western structure coincides with two clusters in A69, page 9 of 19 A&A 588, A69 (2016) Fig. 17. Same as Fig. 3 for PDCS 018 (z = 0.4000). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.392 < z < 0.405 interval. Fig. 18. Same as Fig. 3 for XDCS cm J032903.1+025640 (z = 0.4122). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.408 < z < 0.416 interval.

NED: NSCS J022635+010002 at z = 0.367481 and VGCF 30 at z = 0.39790. The latter structure would be located 8.1 Mpc from PDCS 018 since they are at the same redshift. The south-eastern structure can be identified with WHL J022825.9+003202 at photo-z = 0.414. The other detected structures have no identification with groups or clusters in NED. Thirty-four spectroscopic redshifts are available in the [0.393, 0.404] range in a 30 arcmin radius zone. None coincides with the cluster position (given by NED), but a number of redshifts in the cluster redshift range are visible throughout Fig. 17 (the pink points), suggesting that we are indeed seeing the large-scale structure in this region. The spectroscopic redshift histogram is shown in Fig. C.1. We may therefore be observing a system of several clusters of which PDCS 018 is not the brightest.

3.2.4. XDCS cm J032903.1+025640 (z = 0.4122) XDCS cm J032903.1+025640 is a low-mass cluster according to G14 (M ∼ 3 × 10 14 M ). Figure 18 suggests that it could be embedded in a network of structures and/or filaments, with at least four other structures detected at a 3σ level and above. However, there is no identification in NED for the two bright structures south-east (A) and south-west (B) of the cluster, and Fig. 19. Same as Fig. 3 for Abell 851 (z = 0.4069). The two medium-size blue circles show the two possible NED identifications of the western feature. The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.385 < z < 0.425 interval. Fig. 20. Same as Fig. 3 for BMW-HRI J122657.3+333253 (z = 0.8900). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.87 < z < 0.92 interval.

the filaments are too faint to be characterised accurately. Only 13 spectroscopic redshifts are available in the 0.408 < z < 0.416 range, all within the 1 Mpc radius circle.

Abell 851 (z = 0.4069)

Abell 851 is a moderately massive (M NFW 200 = 5.5 × 10 14 M in M15) and highly substructured cluster (G14), and the mass distribution derived from weak lensing (M15) is quite similar to the galaxy density map shown in Fig. 19. The structure (labelled A) visible 15.0 arcmin (4.9 Mpc at the cluster redshift) west of the cluster roughly corresponds to structure 5 in M15 and is linked to Abell 851 by a filament that does not quite reach a 3σ detection. It could be identified with two objects in NED: either the galaxy group ABELL 0851:[KKN2011] West or the cluster WHL J094203.2+465603 at photo-z = 0.4606. A weak structure (B) is detected 18.8 arcmin (6.1 Mpc) south of the cluster, possibly linked to the cluster, but the linking matter is not detected at 3σ. A third structure (C) is detected A69, page 10 of 19 Fig. 21. Same as Fig. 3 for [MJM98] 034 (z = 0.383). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.380 < z < 0.387 interval. 32 arcmin (10.4 Mpc) north-west of the cluster. Neither B nor C have identifications in NED. There are 208 spectroscopic redshifts in the 0.385 < z < 0.425 range, mostly concentrated in the cluster itself, and their histogram is quite perturbed, as expected from a merging cluster.

3.2.6. BMW-HRI J122657.3+333253 (z = 0.8900) BMW-HRI J122657.3+333253 is the most distant cluster of the DAFT/FADA sample and gave us the opportunity to discuss our method for calculating significance contours, as described in Sect. 2.4. Our final choice was to cut the catalogue to eliminate the four sides of the image where edge effects were present, as well as the zone that was contaminated by NGC 4395. The result is shown in Fig. 20. Here, the cluster is detected at 7σ, but X-class 1808 is not detected (the cyan circle labelled A). In view of the differences in redshift, there is no physical link between this cluster and BMW-HRI J122657.3+333253.

Thirty-four spectroscopic redshifts are available in the 0.87 < z < 0.92 interval, out of which 24 are in the range 0.89 < z < 0.925.

[MJM98] 034 (z = 0.383)

[MJM98] 034 was discovered by McHardy et al. (1998) in a ROSAT image. These authors considered its identification as certain, but gave an uncertain redshift z = 0.595, and due to the offset of 9.35 arcmin relatively to the centre of the ROSAT field, the coordinates of this cluster are probably not very accurate. The coordinates and redshift published by McHardy et al. (1998) are those currently available in NED. Based on XMM-Newton data, Mehrtens et al. (2012) did not give a different or more precise position, and the redshift in their Table 3 is z = 0.60. However, as briefly discussed by G14, the 16 galaxy redshifts that we extracted from NED around [MJM98] 034 give a mean value z ∼ 0.383, therefore we chose to select cluster galaxies assuming this value. In the density map of Fig. 21 the cluster is detected at a 5σ level 4.5 arcmin north-west of its NED position. Of the 23 galaxies with spectroscopic redshifts in the 0.380 < z < 0.387 range found in the entire 1 × 1 deg 2 field, about 10 coincide with the structure that we identify as [MJM98] 34 in the density map, suggesting that its identification with a cluster at z ∼ 0.383 is correct. Several other structures are visible in Fig. 21, but no filament is detected Fig. 22. Same as Fig. 3 for the 3C 295 cluster (z = 0.4600). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.425 < z < 0.485 interval.

between the various structures at a 3σ level. The bright feature (labelled A) 36.8 arcmin to the west can be identified with the cluster WHL J133249.0+374710 at photo-z = 0.3821. If [MJM98] 034 is indeed at z = 0.383, these two clusters could form a pair. However, the projected distance of these two clusters on the sky would be rather large: about 11.5 Mpc.

We also tried to select cluster galaxies assuming z ∼ 0.6 to place the red sequence, but the detection level of the cluster is then below 3σ. This is another argument to assume that [MJM98] 34 is at z = 0.383.

3C 295 (z = 0.4600)

3C 295 shows a maximum extension of 3.6 Mpc. A second structure (labelled A) is detected at a 5σ level west of the cluster but has no identification in NED, and this is also the case for the two other structures farther away in the field. The redshift z ∼ 0.46 was estimated by G14 and is different from the value z = 0.2317 given by NED.

Three clusters are found close to 3C 295 in NED (the small cyan circles (D, E, and F) in Fig. 22) but are not detected in our density map: W3-0995 of Durret et al. (2011b) at photo-z = 0.75, CFHT-W CL J141045.3+521737 at photo-z = 0.6854, and CFHT-W CL J141043.0+522038 at photo-z = 0.4502. There are 78 spectroscopic redshifts in the 0.425 < z < 0.485 range, concentrated in a circle of 1 Mpc radius, but quite spread out in redshift.

3.2.9. RX J1524.6+0957 (z = 0.5160)

Figure 23 shows a quite massive cluster. A second rather bright structure (labelled A) is detected 17.9 arcmin north-west of RX J1524.6+0957 and can probably be identified with the cluster GMBCG J230.90400+10.10080 at photo-z = 0.517, in which case the two clusters could form a pair at a projected distance of about 6.7 Mpc. However, we do not detect matter between these two clusters. Several other structures are detected in the field but have no NED identification, and only three spectroscopic redshifts are available in the 0.505 < z < 0.520 range.

3.2.10. OC02 J1701+6412 (z = 0.4530) OC02 J1701+6412 is not a very massive cluster (M NFW 200 = 3.6 × 10 14 M in M15) and shows no obvious substructure in Fig. 24. M15 found a double structure along a roughly northsouth direction, but their structure 3 is most probably not at the cluster redshift, since we do not detect it here. Neither do we A69, page 11 of 19 A&A 588, A69 (2016) Fig. 23. Same as Fig. 3 for RX J1524.6+0957 (z = 0.5160). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.505 < z < 0.520 interval. Fig. 24. Same as Fig. 3 for OC02 J1701+6412 (z = 0.4530). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.44 < z < 0.46 interval. Fig. 25. Same as Fig. 3 for RX J2328.8+1453 (z = 0.4970). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.48 < z < 0.50 interval.

detect the M15 structure 2, which is expected because it is identified with a lower redshift cluster that we did not expect to detect here. We detect at 3σ two small structures farther out to the north-west, but they have no identification in NED and our detections are not significant enough to conclude that OC02 belongs to a supercluster. Only five spectroscopic redshifts are available in the range 0.450 ≤ z ≤ 0.458. 

Three clusters without significantly detected neighbouring structures or filaments

The following clusters are clearly detected on the density maps, but show no significantly detected neighbouring structures or filaments.

3.3.1. MACS J0454.1-0300 (z = 0.5377)

The galaxy density map (Fig. 26) shows no obvious elongation or deformation, although the weak-lensing analysis detects two peaks (M15). However, we can note that the peak of the density map (where the contours reach a maximum) does not coincide with the position of the cluster given by NED, the displacement being about 0. cluster CXOSEXSI J205617.1-044155 is only visible as a faint extension to the south of MS 2053.7-0449 on the density map (see Fig. 27). Several other structures are detected, but the only galaxy cluster with a redshift available in NED is [BGV2006] 078 at z = 0.277 (the yellow circle); it is not detected here, as expected in view of its redshift. None of the other structures are found in NED, so we have no unambiguous information on the environment of these two clusters. There are 28 spectroscopic redshifts in the 0.565 < z < 0.610 range, mostly concentrated in MS 2053.7-0449.

Four clusters whose contrast is too low to be detected at 3σ on the density maps

Four clusters at redshifts between z = 0.66 and z = 0.87 are of too low contrast to be clearly visible on our density maps, at least at the positions given by NED. We briefly give a few indications on these clusters below. The two clusters SEXCLAS 12 and SEXCLAS 13 do not appear clearly on our density map. Since the exposure times of our r and z images are 2040 and 10 800 s, respectively, we ought to detect them if they were at their NED redshifts and had masses higher than 2 × 10 14 M (the minimum mass of the DAFT/FADA survey clusters, as derived from X-ray ROSAT data). This means that if these clusters are not detected on the density map, it is because they are more distant and/or less massive than expected. We checked if they could be at higher redshifts than the NED values. SEXCLAS 12 and 13 were discovered by Kolokotronis et al. (2006), who estimated their respective photometric redshifts to be z = 0.61 and 0.58. Among the spectroscopic redshifts that we gathered from NED, we found two galaxies located very close to the centres of these two clusters and that are probably the BCGs. At 19 arcsec of the centre of SEXCLAS 12 a galaxy is located at RA = 163.15542 • and Dec = 57.51778 • with z = 0.708, and at 42 arcsec of the centre of SEXCLAS 13 a galaxy is located at RA = 163.21459 • and Dec = 57.53361 • , with z = 0.664. Therefore we believe that the correct redshifts of SEXCLAS 12 and SEXCLAS 13 are z = 0.708 and z = 0.664, respectively. The histogram of the redshifts we were able to gather is quite flat, which makes it impossible to derive dynamical properties for this system. Since these redshifts are not extremely high, the fact that we do not detect SEXCLAS 12 and SEXCLAS 13 on the density map suggests that these are not massive clusters, in agreement with their non-detection by XMM-Newton (see G14, Appendix C.5.) and by their faintness that impeded deriving their galaxy luminosity function (Martinet et al. 2015a). These two clusters should probably not have been included in the DAFT/FADA cluster survey.

The cluster RCS J1620.2+2929 (z = 0.87) is not detected on the density map either, probably because the exposure time in the i filter is too short (516 s) to detect such a distant object. Only the cluster redshift given by NED is available in the 0.85 < z < 0.89 range.

For NEP 200 (z = 0.6909), the position given in Table 1 coincides with the BCG, but we detect the cluster on the density map only at the 2.3σ level. This is rather surprising since M15 give a high mass for this cluster, if with a large error bar (M NFW We can therefore conclude that clusters with redshifts of the order of z ∼ 0.66 or higher will only be detected on density maps such as those that we computed if they are massive (with the obvious condition that the exposure times of the images are sufficient).

Discussion and conclusions

The DAFT/FADA survey, started several years ago (principal investigators C. Adami, D. Clowe, and M. Ulmer), comprises a sample of 90 massive clusters (mass higher than 2 × 10 14 M , derived from ROSAT X-ray data) in the medium-high redshift range 0.4 ≤ z ≤ 0.9 and with HST data available. For a large part of them, we gathered deep ground-based images in several optical bands and in one infrared band. To analyse the large-scale environment of these clusters, we here selected the thirty clusters for which large field images obtained with CFHT/Megacam or Subaru/SuprimeCam were available (either from our own data or from the archives). We limited our analysis to the clusters with at least two bands obtained with the same instrument except for two clusters, and bracketing whenever possible the 4000 Å break. In this way, our sample included thirty clusters: nineteen with CFHT/Megacam data, nine with Subaru/SuprimeCam data, and two with mixed CFHT/Megacam and Subaru/SuprimeCam data.

For each cluster, we selected galaxies that had a high probability of belonging to the cluster based on colour-magnitude diagrams. The influence of the position of the red sequence in the colour-magnitude diagram and of the width of the galaxies selected on either side of the red sequence were discussed in Sect. 2.3. and are illustrated in Appendix A.

Based on these catalogues of cluster galaxies, we then computed galaxy density maps by applying an adaptive kernel method. This technique is well suited here, since it allows detecting weak structures, but at the same time gives more precise results in the dense zones where the signal is high (i.e. where there are many cluster galaxies). We then estimated for each density map the value of the background and drew contours at 3σ and higher above this value. We also computed a mean background for a given telescope and set of filters to minimize the effect of cosmic variance (the background is not exactly the same for all the clusters). In most cases, the clusters are detected at the same A69, page 13 of 19 A&A 588, A69 (2016) significance level as with the local background. However, the background in the density map of [MJM98] 34 is notably lower than for the other clusters, which means that if we compute significance levels above the average value, we no longer detect [MJM98] 34 at 3σ. We therefore kept our original analysis (with a local background), but we recall that computing the local background around each cluster can be a source of inhomogeneity among clusters.

We presented and discussed the results individually for each cluster in Sect. 3. We discuss the influence of bright sources on computing the significance levels of the features that we detect in Appendix B. We find clear elongations in twelve clusters out of thirty, with sizes that can reach up to 7.6 Mpc (see Sect. 3.1. and Table 2). The distinction between an elongation and a filament is not obvious. We tried to quantify here the maximum sizes of the 3σ detection contours, and in most cases we only detected asymmetries in the cluster shapes. In some cases such as ZwCl 1332.8+5043, there are only three small elongations and the 3σ detection contour is almost circular, but we included it among the twelve clusters with elongations because of its size of 5.8 × 5.4 Mpc 2 , which is relatively large compared to a typical cluster size.

Of the twelve clusters that are clearly elongated, ten have redshifts z < 0.6, one is at z = 0.690 (MACS J0744.9+3927), and only one is really distant (RX J1716.4+6708 at z = 0.8130). Therefore, we see that weak extensions or filamentary structures are easier to detect for relatively nearby clusters than for more distant ones, as expected. The masses of six of these twelve clusters were computed based on the weak-lensing analysis by M15, and they are all in the medium-high to high mass range, between (6.4 ± 3.1) × 10 14 M and (22.6 ± 6.2) × 10 14 M . The fact that extensions are easier to detect at low redshifts is confirmed by the fact that the clusters whose contrast is too low to be unambiguously detected on our density maps and observed with long exposure times (see Sect. 3.4) are all at relatively high redshifts (in the range z > 0.66).

Eleven other clusters have neighbouring structures, but the zones linking these structures to the cluster are not detected at the 3σ level in the density maps, and three clusters show no extended structure and no neighbours. The characteristics of these fourteen clusters are less clear than those described above, since they span the entire ranges of redshifts and masses of our sample.

We are aware that separating clusters between Sects. 3.1 and 3.2 may be somewhat arbitrary. Since the red sequences are computed with various colours, slightly different galaxy populations are selected depending on the available data, and since different galaxy populations are clustered in different way, our analysis is not fully homogeneous. Unfortunately, we have no cluster for which both Megacam and Subaru data are available in all the bands, so we cannot test how the red sequence changes with all the colour selections. Our classification gives indications on what is detected around the clusters of our sample, however.

The number of redshifts available in the cluster range varies strongly from one cluster to another (between one and several hundred). We detect filaments or extensions in clusters both with many and few available spectroscopic redshifts, which tends to confirm that our selection of cluster galaxies based on colourmagnitude diagrams is reliable. This was also shown to be the case by Kartaltepe et al. (2008). One important consequence of the fact that we did not detect strong filaments (except for MACS J0717+3745) is that the clusters that we analysed between redshifts z = 0.4 and z = 0.9 have already formed, and even if some of them show evidence that they are undergoing a merger, they are probably in the final stages of their formation process and do no longer accrete a large quantity of matter through filaments.

We can note that most of the clusters that were only weakly detected or even undetected by our method have very few spectroscopic redshifts, which clearly shows that redshifts help to define the cluster red sequence more accurately and thus to obtain a better selection of the cluster galaxies. For the clusters of our sample with several hundred available spectroscopic redshifts in the cluster redshift range, we are beginning a detailed dynamical analysis to determine whether the cluster properties seen on the density maps (such as their relaxed or perturbed aspect) correlate with their dynamical properties. This will also allow a mass estimate independent of that obtained either from X-rays (G14) or weak lensing (M15).

The search for extensions and filaments around clusters is of cosmological importance since they allow tracing the directions along which clusters are still accreting galaxies, groups, or small clusters, and in this way allows better understanding the formation and evolution of clusters. The exact definition of filaments is still under debate, as was discussed for example by Pimbblet (2005). It is obviously linked both to the geometry and to the density of the structures, and detecting more filaments should allow a more accurate definition of what filaments are. With this question in mind, we are in the process of searching for filaments around the thousands of candidate clusters detected in the CFHTLS (Durret et al. 2011b and references therein) and SDSS Stripe 82 (Durret et al. 2015) surveys, with the aim to be able to assemble statistics on filaments around clusters (Sarron et al., in prep.). This large search will be possible once the procedure is made 100% automatic.

Although we did not address this question here, it would be interesting to conduct a total census of the mass contained in filaments, that is, the total baryonic mass, which consists of an intergalactic medium plus galaxies, combined with the nonbaryonic cold dark matter mass. Eckert et al. (2015) have recently detected filaments both in the optical and X-rays around the Pandora cluster Abell 2744 and concluded that the properties of these filaments "supported the picture in which a large fraction of the Universe's baryons are located in the filaments of the cosmic web". Future satellite missions that will use weak lensing such as EUCLID, W-First, together with a relatively wide field of view and high sensitivity X-ray mission such as Athena, will be able to provide the necessary data to be compared with ongoing ΛCDM-based simulations of the cosmic web (e.g. Haider et al. 2016). For the data reduction we applied the IRAF-based GTCMOS pipeline 5 . We applied the usual steps for bias subtraction and illumination correction, wavelength calibration with a combination of Xe, Ne and HgAr lamp exposures, sky subtraction, and 1D spectrum extraction.

The spectroscopic redshifts were measured by crosscorrelating them with templates with the EZ code (Garilli et al. 2010). A flag between 1 (worst) and 4 (best) was given to each measurement. Flag 1 means that we have a 50% chance to have the correct redshift estimate, flag 2 indicates a 75% chance, flag 3 a chance of 95%, and flag 4 a chance higher than 99%. Redshift measurements with flag=1 were discarded.

We list in Tables C.1 and C.2 the values of the new redshifts measured with GTC, together with the r band magnitudes measured in our Megacam images.

We show below the galaxy spectroscopic redshift histograms zoomed on the cluster redshift range for these two clusters, as well as for three other clusters for which redshift histograms were not previously given in our data paper (G14). These histograms include all the NED data and also the GTC data for Zw 1332 and NEP 200. 

Introduction

In cold dark matter (CDM) theories, our Universe can be represented as an ensemble of large-scale structures (LSSs) made of voids and galaxy clusters that are connected through filamentary structures (Bond et al. 1996). In this scenario, matter collapses into halos that then grow through accretion and merging with other halos. Galaxy clusters are the highest density structures resulting from this hierarchical formation. N-body simulations This study is based on observations obtained with MegaCam, a joint project of CFHT and CEA/IRFU, at the Canada-France-Hawaii Telescope (CFHT), which is operated by the National Research Council (NRC) of Canada, the Institut National des Sciences de l'Univers of the Centre National de la Recherche Scientifique (CNRS) of France, and the University of Hawaii. The study is also based on archive data collected at the Subaru Telescope, which is operated by the National Astronomical Observatory of Japan. This research made use of data obtained from the Chandra Data Archive provided by the Chandra X-ray Center (CXC) and data obtained from the XMM-Newton Data Archive provided by the XMM-Newton Science Archive (XSA).

(e.g., Millennium; Springel et al. 2005) and low redshift observations (e.g., SDSS; Tegmark et al. 2004) have confirmed this evolutionary scheme.

In this framework, galaxy clusters can be used to constrain cosmological models. Indeed, the distribution of clusters with mass and redshift contains information on the mentioned hierarchical formation scenario (e.g., Allen et al. 2011). The main challenge is to calibrate the so-called observable-mass relation that links true cluster masses to the mass proxy used in the survey. With its ability to be insensitive to the matter dynamical state, weak lensing (WL) appears as a major tool in determining the masses of galaxy clusters with sufficient precision to derive cosmological constraints. However, this technique requires a large amount of clusters and, therefore, more and more WL surveys with increasing numbers of clusters are conducted (e.g., Dahle et al. 2002;Cypriano et al. 2004;Clowe et al. 2006;Gavazzi & Soucail 2007;Hoekstra 2007;Okabe et al. 2010;von der Linden et al. 2014;Hoekstra et al. 2015). In a similar idea, Martinet et al. (2015a) As it directly traces the matter density, WL also allows us to study the LSSs of our Universe. However, the low density of filaments compared to clusters makes their detection difficult. Several studies pioneered in using WL to detect such structures in the vicinity of clusters either by reporting low significance detection or questioning previous claims of detection (e.g., Clowe et al. 1998;Kaiser et al. 1998;Gray et al. 2002;[START_REF] Martinet | Weak lensing study around high redshift clusters[END_REF]Dietrich et al. 2005;Heymans et al. 2008;Dietrich et al. 2012). Massey et al. (2007b) found evidence for a cosmic network of filaments in the COSMOS field galaxy survey. Mead et al. (2010) used the Millennium Simulation (Springel et al. 2005) to test the ability of various WL techniques to detect nearby cluster filaments, and concluded that background galaxy density is key to filament detection. Future space-based missions are likely to detect many filaments, but today, the narrow field of view of the Advanced Camera for Surveys (ACS) on the Hubble Space Telescope (HST) does not allow such detection in a simple way. In this context, deep ground-based imaging can be very efficient as it often has a much wider field of view and offers the possibility of covering clusters and their vicinity in a single image with Subaru/Suprime-Cam or CFHT/Megacam. Recently, Jauzac et al. (2012) reported the first WL detection of a z = 0.54 cluster with a filament, MACSJ0717.5+3745 based on a mosaic of HST/ACS images. This detection was latter confirmed by Medezinski et al. (2013) from a Subaru/Suprime-Cam WL analysis.

In this paper, we present the WL analysis of 16 clusters from the Dark energy American French Team (DAFT, FADA in French ) survey. All are medium-high redshift (0.4 ≤ z ≤ 0.9) massive (M ≥ 2 × 10 14 M ) clusters of galaxies selected through their X-ray luminosities. This sample is comparable to other X-ray selected cluster studies such as LOCUSS at 0.15 ≤ z ≤ 0.3 (Okabe et al. 2010), Weighting the Giants at 0.15 ≤ z ≤ 0.7 (von der Linden et al. 2014), and CCCP at 0.15 ≤ z ≤ 0.55 (Hoekstra 2007;Hoekstra et al. 2015) with a slightly higher redshift, but with fewer clusters than the mentioned surveys that contain 30, 51, and 50 galaxy clusters, respectively. Apart from estimating cluster masses, we take advantage of the large field of view of our images (eight CFHT/Megacam images with 1 deg 2 field of view and seven Subaru/Suprime-Cam images with 34 × 27 arcmin 2 field of view; one of the Subaru images contains two clusters) to investigate galaxy cluster environments. In particular, we report the WL detection of several elongated structures that might correspond to filaments.

This paper is structured as follows. Section 2 describes our data set, Sect. 3 presents the shear measurement we apply in detail, and Sect. 4 explains the mass reconstruction process. In Sect. 5, we estimate the cluster masses and in Sect. 6 we focus on the environment of clusters: substructures, mergers, and filaments. We conclude in Sect. 7. Throughout the paper, we use a fiducial flat ΛCDM cosmology with Ω M = 0.3, Ω Λ = 0.7, and H 0 = 70 km Mpc -1 s -1 . All displayed distances are comoving.

Data

DAFT/FADA

DAFT/FADA is a survey of ∼90 medium-high-redshift (0.4 ≤ z ≤ 0.9) massive (M ≥ 2 × 10 14 M ) clusters of galaxies selected through their X-ray luminosities. All of the clusters have HST imaging available with either WFPC2 or ACS cameras. We also gathered multiband optical and near-infrared ground-based imaging, using 4-m class telescopes for most of the sample. This data set allows us to accurately measure the ellipticity of galaxies from space and their photometric redshifts (hereafter photo-z) from the ground. The main goals of the survey are to form a comprehensive database to study galaxy clusters and their evolution, and to test cosmological constraints geometrically by means of weak lensing tomography. Several steps have been made toward the achievement of these two goals, and the current status of the survey, with a list of refereed publications, can be found at http://cesam.lam.fr/DAFT/project.php.

Among other papers, Murphy et al. (2015) performed a WL analysis of HST/ACS mosaic imaging data of ten massive, highredshift (z > 0.5) DAFT/FADA galaxy clusters. Using the photozs calculated by Guennou et al. (2010), Murphy et al. explored their use for background galaxy discrimination. Our team is currently increasing this small sample of HST/ACS shear measurements to a larger number of clusters and also aims at combining ground-based and space-based shear catalogs to build a shear analysis that is both deep in the cluster central region and extended on larger scales. This will serve as the reference catalog to perform weak lensing tomography with clusters (WLTC) as described in Jain & Taylor (2003).

This study

In this study, we focus on 16 galaxy clusters for which we have Subaru/Suprime-Cam or CFHT/Megacam wide field images for at least three optical bands among the v, r, i, and z bands. Having three bands is mandatory to be able to perform a color-color cut to remove foreground galaxies that dilute the lensing signal. The shear measurements are performed in the r or i bands depending on the image seeing. This choice is made to maximize the number of source galaxies as these bands are the deepest optical bands. The use of Suprime-Cam (34 × 27 arcmin 2 field) and Megacam (1 × 1 deg 2 field) imaging allows us to study clusters within their virial radius and also to see how they interplay with the surrounding LSS at the selected redshifts (0.4 ≤ z ≤ 0.9). These fields of view are much wider than what can be achieved from current space telescopes, as the HST/ACS field of view is only 3.4 × 3.4 arcmin 2 . Besides, the Megacam and Suprime-Cam cameras present rather stable point spread functions (PSFs) and contain a large number of stars within each pointing allowing us to accurately estimate the PSF distortion due to the instrument and atmospheric biases. A list of the data for each cluster can be found in Table 1.

Some of the clusters from the present study have been analyzed in previous DAFT/FADA papers. Guennou et al. (2014) derived X-ray luminosities and temperatures for 12 out of these 16 clusters. A comparison of WL and X-ray total masses is performed in Sect. 5.2. Guennou et al. (2014) also searched for substructures using both X-ray data and optical galaxy spectroscopy. Martinet et al. (2015b) studied the optical emission of galaxy clusters and measured the galaxy luminosity functions (GLFs) for seven out of these 16 clusters. We indicate which study included each cluster in Table 1.

With the present DM study, we will gain a full understanding of the matter content of a sample of galaxy clusters: the DM halo, the X-ray intracluster medium (ICM), and the stars contained in galaxies. Even if we do not include all the clusters in each analysis, we will have a general knowledge of cluster behaviors as observed through WL, X-rays, and optical. Notes. The different columns correspond to #1: cluster ID; #2: right ascension; #3: declination; #4: redshift; #5: telescope/camera; #6: filters, we give first the band on which we perform shape measurements and in parentheses the two other bands used for the color-color cut; and #7: seeing for the band on which we perform shape measurements. Columns #8 (G14) and #9 (M15) show whether the cluster was studied in Guennou et al. (2014) or Martinet et al. (2015b). In the first case, we know if it presents substructures based on X-ray images, and in most cases, on optical galaxy spectroscopy as well. For RX_J1716.4+6708, we have spectroscopy but no XMM image. In the second, we have photo-zs in the inner part, and in most cases, an optical galaxy luminosity function for the cluster. Hereafter, we use abridged names. ( * ) CXOSEXSI_J205617 and MS_2053.7-0449 are on the same image.

Image reduction

The Subaru and CFHT data presented here are archive data, either from previous studies or from the early phases of DAFT/FADA. The CFHT/Megacam data were reduced by the TER-APIX team at the Institut d'Astrophysique de Paris via the astromatic software1 . Sources are detected with SExtractor (Bertin & Arnouts 1996) and an astrometric solution is found using SCAMP [START_REF] Bertin | Astronomical Data Analysis Software and Systems XV[END_REF]. The stacking of the dithered exposures is then performed via SWarp [START_REF] Bertin | Astronomical Data Analysis Software and Systems XI[END_REF]. We measure the seeing by fitting a Gaussian surface brightness profile to the bright stars of the image with PSFEx [START_REF] Bertin | Astronomical Data Analysis Software and Systems[END_REF].

The images obtained with the Subaru telescope and Suprime-Cam were retrieved in raw form from the SMOKA archive2 together with the calibration files (bias and sky flat-field exposures), except the images of MACSJ0717, which were taken from Medezinski et al. (2013). These images were reduced in the usual way, by subtracting an average bias and dividing by the normalized flat field in each filter exactly in the same way as the images we observed ourselves. The reduced images were then calibrated astrometrically using the SCAMP and SWarp tools and combined for each filter. The photometric calibration was made in priority with SDSS catalogs when available in the field and in the corresponding band. If not available, we used the observed standard stars.

Shear measurement

The main idea of lensing is to reconstruct the mass distribution of a foreground object, designated as the lens, through the deflection it induces on the background object light, namely galaxy sources. In the WL regime, the deflection is smaller than the typical intrinsic ellipticity of a galaxy (on the order of the percent), so that we must take the mean of many shear measurements from individual galaxies to reach a high signal-to-noise (S/N) detection of the shear. For a complete description of this phenomenon, check, for example, the review by Bartelmann & Schneider (2001). The main difficulty of the method is to take into account all the galaxy shape distortions that are not due to the shear signal, such as atmospheric variations and instrumental biases. To correct for these biases, we apply a KSB+ method, initially proposed by Kaiser, Squires, and Broadhurst (Kaiser et al. 1995), and later refined by Luppino & Kaiser (1997) and Hoekstra et al. (1998). The KSB method suits shear measurements in cluster fields well, as assessed by the various large surveys choosing this technique (Okabe et al. 2010;von der Linden et al. 2014;Hoekstra et al. 2015). In addition, this method has been accurately tested on simulated images such as the STEP2 simulations by Massey et al. (2007a). Most of the WL reduction presented here is similar to the technique applied in Clowe et al. (2012).

We first detect objects using SExtractor and clean the catalog from spurious detections (Sect. 3.1). We separate stars from galaxies and measure the instrument PSF variation on stars (Sect. 3.2) using the IMCAT software (Kaiser (2011) 3 ) with some additional developments. We correct galaxy shapes for the PSF anisotropies to obtain an individual object shear catalog (Sect. 3.3). We then smooth the shear measurement noise (Sect. 3.4) and correct for the methodology biases by testing our reduction on the STEP2 (Massey et al. 2007a) shear simulations (Sect. 3.5).

Source detection

We use SExtractor to detect objects and measure their photometry in our images. In most cases, the precise alignments of the 3 http://www.ifa.hawaii.edu/~kaiser/imcat/ A69, page 3 of 25 A&A 590, A69 (2016) three bands are sufficient to enable a detection in double image mode. We then perform the initial detection in the band used for shape measurements and detect objects in the same apertures and positions in the two other images. For some Subaru images, we did not manage to align the images from all three bands precisely. The detection is then performed separately in each band and measurements are associated with those in the band on which the ellipticity is measured. This cross correlation is done through a minimization of matched object distances with a 2 arcsec limit. We detect all objects that lie on at least three pixels above 1.5 times the sky background after convolving the surface brightness profile with a Gaussian kernel of 7 × 7 pixel size and 3 pixel FWHM. We use 32 deblending subthresholds with a deblending contrast close to zero in order to remove most of the possible blended objects that would have a modified shape. Object magnitudes are measured with the MAG_AUTO keyword.

We then compute the S/N of each object using the getsig IM-CAT tool. This command convolves the object surface brightness profile with a Gaussian filter of increasing smoothing radius r g and selects the value of r g that maximizes the S/N. At the same time, we obtain the best S/N for the object and an estimate of its size with the r g parameter. The local background is computed by fitting a mean sky level and a 2-d linear slope of the sky brightness in an annulus centered on the object, ignoring all the pixels within 3r g of any object to avoid contamination. Once this accurate S/N is computed, we remove all objects with S/N lower than 10.

We measure the 1st to 4th order of the surface brightness profile of each object in a circular aperture of size 3r g using a Gaussian weighting with σ = r g , through the getshapes IMCAT command. We reject objects for which the first moment of the surface brightness profile does not coincide within one pixel with the object peak position as detected by SExtractor. We adjust the position of the remaining objects to the first moment of the surface brightness profile that represents a subpixel estimate of the object peak position and remeasure the object shape centered on this new position.

We then apply a series of cuts to remove likely spurious detections. We first remove all objects that have a smaller size than the instrument PSF, i.e., those that have a radius r g smaller than the minimum radius of stars, selected in a magnitude versus r g diagram. We also remove all objects located at less than 20 pixels from the image edges to avoid measuring truncated objects. Finally, we remove bad pixel detection and only keep objects that do not have any neighbor within 10 pixels of their center.

This catalog is then separated between stars and galaxies in a half-light radius r h versus magnitude plot, as shown in Fig. 1. Stars are selected as objects lying on the constant radius sequence and with appropriate magnitudes. This magnitude range is set by hand to avoid saturated stars and objects that are too faint. Galaxies are selected as all objects larger than the star sequence at the same magnitude, excluding the saturated objects that can be seen in the bright part of the diagram.

Point spread function measurement

The PSF of a given image represents the response of the instrument to a point-like source in the conditions of observation. The variations of the PSF across the image are due to the instrument characteristics and weather conditions. CFHT/Megacam and Subaru/Suprime-Cam have rather stable PSFs suitable for WL. Having a good seeing also diminishes the PSF correction that we need to apply. As stars are point-like sources, they are suitable for measuring the PSF of an image. The large field of view of our images enables us to have enough stars in a single frame to correct for the PSF anisotropies, in constrast to smaller field-of-view cameras that often require the use of stars across several images.

A general image distortion can be expressed by the two following quantities: the smear polarizability tensor P sm that describes the object response to the PSF anisotropy and the shear polarizability tensor P sh that describes its response to the shear. These two tensors are measured from the 0th, 2nd, and 4th order moments of an object surface brightness distribution; see Kaiser et al. (1995) and Hoekstra et al. (1998) for the expression of these tensors. The ellipticity e, is estimated from the 2nd order moments of this distribution. In the next subsection, we use the following quantities, as measured on stars, to infer the true shape of galaxies: P sm star , P sh star , and e star . Before measuring those quantities, we refine the star catalog to the cleanest objects. We first remove all objects that are closer than 40 pixels to any other object. We then fit the star ellipticities with a two-dimensional (2D) polynomial of the 6th order and generate modeled ellipticities at each object position using this polynomial. Objects that have a measured ellipticity differing by more than 0.05 from their modeled ellipticity are rejected. This step is repeated three times and permits us to remove galaxies that might have been considered stars. We chose an ellipticity cut at 0.05 as we found that it removes objects that are mainly out of the whole sample ellipticity distribution. Finally, a visual inspection is carried out to remove all remaining objects that could still suffer from blending issues or being close to saturated stars. The final catalogs contain ∼1000 and ∼3000 stars on average for Subaru and Megacam images, respectively, leading to an average star density of 1.0 arcmin -2 and 0.8 arcmin -2 for Subaru and Megacam, respectively.

Star shapes are measured using the getshapes IMCAT tool. As P sm and P sh depend on object sizes, we have to measure them for various sets of weighting radii. Hence, we compute a series of tensors for each r g between 1 and 10 pixels with a step of 0.5 pixels, so that we can use the tensors corresponding to the galaxy radius when correcting for the PSF. Final quantities are fitted by 6th-order 2D polynomials as a function of position in order to have continuous functions defined at every point of the image. Here we chose to measure the PSF over the entire image, A69, page 4 of 25 using a high order polynomial fit. However, in the case of large field-of-view images, one could also divide the frame into several small patches, and fit the PSF in each tile with a lower order polynomial. While the second approach is used in various studies (Okabe et al. 2010;Umetsu et al. 2011), von der Linden et al. (2014) applied and validated the first approach in the case of Subaru/Suprime-Cam images. For the CFHT/Megacam data, while fitting the PSF on each chip, Hoekstra (2007) found negligible discontinuities in the PSF anisotropy between chips. Following, for example, Massey et al. (2005), we compute the autocorrelation function of star ellipticities before and after the PSF correction and the cross-correlation function between galaxy shear and star ellipticities in Appendix A, thereby validating our PSF correction.

Point spread function correction

In the absence of noise, the shear of a background galaxy (g gal ) can be computed from the following equation:

g gal = P g gal -1 δe gal , (1) 
where P g gal is the shear susceptibility tensor defined in Eq. ( 2) and δe gal is the apparent change in ellipticity described in Eq. ( 3). In Eq. ( 1) we neglect the intrinsic ellipticity that should be subtracted to the apparent ellipticity change (δe gal ). This is true if a sufficient number of galaxies is taken into account; as the galaxies are randomly oriented, the intrinsic ellipticity is null on average.

The shear susceptibility tensor represents the PSF corrected distortion, i.e., only due to the shear. We define it as in Luppino & Kaiser (1997), i.e., P g gal = P sh gal -P sh star P sm star

-1 P sm gal , (2) 
where the gal index is for tensors measured on galaxies and star for tensors measured on stars. The apparent change in ellipticity is:

δe gal = e gal -P sm gal P sm star -1 e star , (3) 
where e represents the object ellipticity. In order to compute a galaxy shear, we then need to measure its ellipticity vector, smear polarizability, and shear polarizability tensors. This is again peformed with the getshapes tool. We also generate the star quantities corresponding to each galaxy radius r g using the polynomials computed in the last section.

Prior to measuring the shape of galaxies, we reject QSOs and cosmic rays by removing objects that lie away from the principal sequence in a maximum flux versus magnitude diagram. We also remove objects in regions where the sky level is too bright to avoid star diffraction halos. We restrict our catalogs to objects larger than 1.5 times the PSF size, defined as the minimum star radius r g , deleting objects on which the PSF deconvolution could be too noisy. Finally, we visually inspect the images to remove any object close to saturated stars or reduction artifacts that could have survived our previous cleaning.

Noise smoothing and coaddition

The individual shear values are noisy owing to sky noise in the measurements of the higher order moments of the light distribution of objects. As these moments are subtracted from one another when computing the shear polarizibility tensor, the final signal value is reduced while the noise increases. We then m c γ 1 -0.053 ± 0.021 0.004 ± 0.001 γ 2 -0.021 ± 0.030 0.001 ± 0.001

Notes. See Eq. ( 4) and text for details.

have to smooth the noise in the shear polarizibility tensor measurement to avoid it dominating the shear measurement, using its distribution across the image. We fit each component of the shear polarizability tensor P g gal as a function of one component of the ellipticity and object size r g by a 4th order 2D polynomial. We chose a 4th order polynomial after testing several orders, as we found that this polynomial minimized the noise. Also, we find that the shear polarizability tensor weakly depends on the ellipticity but is more sensitive to the object size. We then use this modeled tensor to regenerate the shear values of each object following Eq. ( 1). We note that this step removes the noise that would cause negative values of the shear polarizability tensor. We verify that after this fitting procedure, we have no P g gal values lower than 0.1.

Finally, we weight the individual shear values according to their significance compared to their neighbors in the (r g , S /N) plane. In practice, this weight factor is set to the inverse of the root mean square of the shear of the 50 nearest neighbors for a region around each galaxy size and significance. Generally, the small, faint galaxies are given a low weight and larger, bright galaxies are given a high weight because the larger galaxies are affected only by the intrinsic shape noise, while the smaller, fainter galaxies also have a significant noise component coming from sky noise in their shear measurements. In addition, subareas presenting a large shear dispersion contribute less than subareas with a low shear dispersion.

Bias calibration

We measure the bias of our method on the STEP2 simulations (Massey et al. 2007a) that provide images computed with various PSFs and with an added constant shear across each image. We use the sets of images characterized by a Subaru PSF with a seeing of 0.8 arcsec (PSF C). This PSF suits well our data as about half of our images are from Subaru and our image seeing lies between 0.6 < < 1.0 arcsec. However, the STEP2 images are 7 × 7 arcmin 2 size, while our images are on the order of 34 × 27 arcmin 2 for Suprime-Cam and 60 × 60 arcmin 2 for MegaCam. Hence, the PSF should be better sampled in the true images.

Applying our reduction pipeline, we calculate the average shear of each of the 64 simulated galaxy fields and fit the difference between our shear estimate and the true shear as a function of the true shear, according to the notation of Eq. ( 4) from Massey et al. (2007a),

γ i -γ true i = m i × γ true i + c i , (4) 
where i is the index for both shear components. The values we found for the multiplicative biases m 1 and m 2 and the additive biases c 1 and c 2 are shown in Table 2.

Our results compare well with those from other methods, as described in the STEP2 challenge (Massey et al. 2007a). As expected, the additive bias is rather negligible and the shear is A69, page 5 of 25 A&A 590, A69 (2016) slightly underestimated with the KSB method. The multiplicative bias can be seen as an evaluation of the quality of the shear measurement. Our results hence show that we can measure the galaxy shear with an accuracy better than ∼5%. We correct each component of the shear for the multiplicative bias, and thus obtain our final shear catalog. We do not correct for the additive bias, which is strongly PSF dependent, and rather prefer to leave it as a potential systematic bias, which is small compared to the other sources of errors.

Mass reconstruction

We then translate the measured shear signal to a mass estimate. We first apply the standard Seitz & Schneider (1995) inversion technique based on the Kaiser & Squires (1993) algorithm to calculate a convergence density map (Sect. 4.2). This technique allows us to draw significance contour levels on the cluster image to search for structures but does not allow us to recover the true masses of objects. Indeed, the integration of the shear over a finite space introduces a constant called the mass sheet degeneracy that cannot be properly taken into account without a magnification study. To avoid this problem, we fit Navarro, Frenk, and White (NFW: Navarro et al. 1996) shear profiles on clusters to infer their 3D mass distribution in Sect. 4.3. In any case, we first have to select galaxies that lie behind the structures we aim to detect to avoid diluting the shear signal. This is described in Sect. 4.1, where we also estimate the mean background galaxy redshift, as this quantity is required to convert the shear and convergence into mass.

4.1. Background galaxies 4.1.1. Color cuts Foreground and cluster galaxies are not lensed by the cluster. Hence, they appear as noise in the coadding of individual shear measurements and have to be deleted. The most accurate way to select background galaxies is to use spectroscopic redshifts, but it requires too much observational time. Photometric redshifts are more promising, as they are less time consuming and are starting to give accurate redshift estimations. However, we do not have spectroscopic or photometric redshifts for all galaxies and therefore we must consider galaxy colors. Galaxy colors are linked to the galaxy formation history and can be used as a crude approximation of the galaxy redshift.

We select background galaxies in a color-color diagram, comparing our galaxy colors to those from galaxy templates computed at various redshifts. We generate templates for earlyand late-type galaxies using EzGal (Mancone & Gonzalez 2012) with Bruzual & Charlot (2003) models, assuming a Chabrier (2003) initial mass function (IMF), a formation redshift of z form = 4, and a solar metallicity. The red early-type galaxies are modeled with a single starburst model and the blue latetype galaxies are modeled by an exponentially decaying star formation model. We remove all galaxies that correspond to the color-color area covered by template galaxies at redshift z < z clus + 0.2. For example, we show the color-color diagram of RXJ1716 with the removed area in Fig. 2. We note that the colors we use vary from one cluster to another according to the available optical bands (see Table 1). We also cut all the remaining galaxies with magnitudes brighter than i = 22 or r = 22.5 (depending on the image on which the shear measurement is performed), as they are very likely foreground galaxies given the high redshift of our clusters. In the same manner, galaxies fainter than i = 25 or r = 25.5 are removed as they are fainter than the depth of our images and, therefore, not reliable. 

Boost factor

To check that the color-color cuts removed cluster dwarf galaxies, we computed the number density of galaxies in our lensing catalog as a function of radius from the brightest cluster galaxy, correcting for loss of sky area because of the presence of bright galaxies and stars in each radial bin. As a result of the magnification depletion effect (Smail et al. 1995), the number density of background galaxies should either be flat or decrease with decreasing cluster centric distance, with the exact effect depending on the slope of the change in number counts with increasing magnitude for those galaxies in, and slightly fainter, than the lensing catalog. In contrast, dwarf galaxies number density should increase with decreasing cluster centric radius, and thus any increase seen in the number density of the lensing catalog toward the cluster center is indicative that not all cluster galaxies were removed by the color cuts. The ratio of the number density of galaxies in the lensing catalog of a given annular bin compared to the number density at large cluster radius can then be used as an estimate of the contamination fraction of cluster galaxies. Under the assumption that the shapes of cluster galaxies are uncorrelated and should average to zero shear, this correction factor can then be used to boost the measured shear in the inner regions of the clusters to correct for the presence of cluster galaxies in the lensing catalog (Clowe & Schneider 2001). It should be noted that this is a conservative estimate of the fraction of cluster galaxies as we are assuming the underlying density of background galaxies is flat and not depleted toward the cluster center. However, as the cosmic variance of the slope of the background galaxy number density with magnitude relation on arc minute sized patches can be large, estimates of the magnification depletion effect for individual clusters are too noisy to provide better constraints (Schneider et al. 2000).

We fit the radial profile of the normalized galaxy density with an exponential function of the form,

1 + f (r) = 1 + A × exp(-r/r 0 ), (5) 
where A and r 0 are constrained by the fit. We then apply this function to boost shear values in the cluster vicinity. The weights A69, page 6 of 25 5)) to the data.

are also modified according to the error on the fit to the density profile. We show the stacked normalized galaxy density along with the best fit for our boost factor in Fig. 3. The error bars are computed from the dispersion over all clusters and show that the boost factor varies from one cluster to another, requiring individual fits. The galaxy density profiles are computed using the WL peak as the center. As a sanity check, we also computed the density profiles centered on the brightest cluster galaxy (BCG) and found no significant variation in the mass estimates of our clusters. We neglected the effect of magnification when estimating the radial galaxy density profile, but Okabe & Smith (2015) showed that this only decreases the amplitude of the shear profile by ∼10% on scales lower than one-tenth of the virial radius. Applying the corrections above as a function of radius from the cluster center results in an increase in the measured cluster masses. To be exact, the boost factor affects the concentration and then the mass as we fixed the concentration parameter to break the mass concentration degeneracy (see Sect. 4.3). The largest increase in mass is 30% (MACJ0717), while the mean increase is 9% and the median 6%.

Distance measurements

Another issue is to measure the distances of the lens and of the background galaxies. These observables are required to estimate the mass of the lens, which depends on the ratio of the sourceto-observer distance over the source-to-lens distance: D s /D ls . We estimate the lens distance through the spectroscopic redshift of the cluster. The classical way of estimating the mean background galaxy distance is to average the distance ratio D s /D ls over all source galaxies; see also Applegate et al. (2014) for a method that uses all galaxy background photometric redshifts in a Bayesian formalism.

As we do not have photometric redshifts for background galaxies, we consider an external redshift distribution. We use the COSMOS data (Ilbert et al. 2009) as our redshift distribution. These data are suitable as they cover a large area of about 1.7 deg 2 after masking, down to a magnitude of i = 25, and are adapted to our redshift range. Furthermore, the photometric redshifts of COSMOS are computed with a high precision, using 30 bands from near-UV to mid-IR. We first apply the same magnitude and color cuts as those applied to our shear catalog. We then remove all galaxies that have a photometric redshift that is smaller than that of the cluster, and we calculate the mean of the ratio of the source to lens versus source distances D ls /D s , applying an appropriate weight. The weighting function is generated on the COSMOS galaxy subsample from a 2D polynomial fitted on the shear weighting function in our data in a half-light radius versus magnitude plane. We use the magnitude instead of the S/N ratio as the second coordinate because the S/N in COSMOS and in our data can vary significantly. Finally, the weights generated on COSMOS are renormalized to 1. The mean redshift of background galaxies is then set to the redshift that allows us to find the measured mean distance ratio D ls /D s . These redshifts can be found in Table 3.

Two-dimensional mass map

We reconstruct the projected convergence field by inverting the shear in Fourier space, following Seitz & Schneider (1995). This technique is an iterative application of the Kaiser & Squires (1993) algorithm to correct for the fact that we measure the reduced shear, which is equal to the shear γ divided by 1κ, and not the shear. We reconstruct the first convergence map assuming κ = 0 in the shear, and then generate a map from the shear where the convergence is set to the previous map in the loop until the process converges. We find that the convergence map remains constant within 0.01% after three realizations. This technique allows us to better estimate the mass map around high masses and is therefore particularly suitable for our cluster mass reconstruction. The convergence field is smoothed with a Gaussian filter of width θ s = 1 arcmin at each step of the algorithm, before reading off which convergence to use to correct for a given galaxy. The noise level in the final convergence map can be estimated as Eq. ( 6) (van Waerbeke 2000),

σ κ = σ 4πn bg θ 2 s , (6) 
where n bg is the density of background galaxies and σ the dispersion of the ellipticities of the background galaxies. The values n bg and σ are estimated independently for each image, taking the weight function of the shear into account. The parameter σ ranges from 0.27 to 0.32 across our data, while n bg can be found in Table 3 for each cluster. One can then convert the convergence map into a surface mass density map using the following definition of the convergence (Eq. ( 7)):

κ = Σ Σ crit , ( 7 
)
where Σ is the surface mass density and Σ crit is the critical surface mass density defined in Eq. ( 8), i.e.,

Σ crit = c 2 4πG D s D l D ls , (8) 
c is the speed of light, G the gravitational constant, and D s , D l , and D ls are the distance to the source, distance to the lens, and distance between the source and the lens, respectively. This conversion hence only requires the knowledge of the lens and source redshifts, which is calculated in Sect. 4.1. As we cannot properly account for the mass sheet degeneracy in our reconstruction, we did not try to estimate the mass of clusters through the convergence map. These mass maps are thus only used to detect clusters and their surrounding structures, while the cluster masses are estimated in the next section fitting an NFW profile to the shear.

The significance of the detection is computed from a noise resampling technique, adding a random ellipticity to every galaxy for each realization. To preserve the shape noise properties of the sample, we draw the added ellipticities from the image galaxy catalog. With this approach, we neglect the additional shear signal, as it is very unlikely that it correlates with the detected structures given the large number of galaxies in our catalogs. The shape noise used in Eq. ( 6) is increased by a factor of √ 2 as the ellipticity of galaxies now corresponds to the sum of two Gaussian distributions with a null mean and a width σ . We perform 100 realizations for each catalog, computing the detection level of every structure at each step. The mean and dispersion of these detection levels give a strong estimate of the significance of the detection. We also measure the number of realizations in which the structure is detected at more than 3σ above the map noise. For example, we can be very confident in a structure detected at more than 3σ in 95% of the realizations. In addition, this noise resampling allows us to refine the measure of the position of each structure, computing the mean and dispersion of the local maximum position over all noise realizations. These quantities correspond to an estimate of the structure center and to the error on its position, respectively .

For example, in Fig. 4 we show the three-band color image with the convergence contours overlaid for MACSJ1621. The contours are spaced in units of the map noise computed from Eq. ( 6), starting at 3σ. We show the same figure for every cluster with X-ray emissivity and galaxy light density contours when available in Sect. 6. As a sanity check, we computed the mass map with shear rotated by 45 degrees (white contours) and found that the signal due to the cluster presence disappears in this map, validating our convergence map reconstruction method. The position of the WL peaks are indicated with white crosses with a 1 for the cluster and a 2 for the main secondary structure. The cluster is detected at (6.8 ± 1.4)σ κ in the center region and an elongated structure aligned with the cluster major axis can be seen at a (5.9 ± 1.7)σ κ confidence level computed from the mean and dispersion of 100 realizations of the noise. These two structures are detected in 97% and 96% of the realizations, respectively. The nature of the secondary peak is discussed in Sect. 6 comparing the WL with other probes (X-ray and optics). The center positions are estimated with a precision of about 200 kpc. Also, we note an offset between the BCG denoted by a yellow cross and the WL peak. This offset is discussed in Sect. 5.3, in which we estimate cluster masses at both positions.

In spite of all our care to build accurate mass maps, some peaks arise from the noise. One must evaluate the number of these fake peaks to discuss the detection of structures in the mass maps. As the number of fake peaks depends both on the density of background galaxies and on the redshifts of the lens and sources, we compute the fake peak probability for each cluster field. To accomplish this, we assign a random position to each galaxy in the frame to make sure that no structure from the original positions would be left in the simulation. We then use this new ellipticity catalog as an input to our mass map pipeline. The resulting convergence map should be representative of the noise. However, the presence of the cluster also modifies the distribution of fake peaks. To take this into account, we add shear values based on the fitted NFW profile of the corresponding cluster to the ellipticity of each galaxy (see Sect. 4.3). We find slightly fewer peaks when adding the cluster. This is because some noise peaks can be aligned with the cluster, and also because the presence of the cluster is compensated by negative convergence values in the mass map as the mean convergence in the reconstruction is set to zero. We carry out 100 realizations to capture the statistical properties of the fake peaks. For MACSJ0717, we also perform 10 000 realizations to check that our 100 realizations are sufficient. We find little difference between the two cases. Quantitatively, we find 11.1 peaks above 3σ κ and 1.3 above 4σ κ in the entire Suprime-Cam field for 100 realizations, and 10.9 and 1.2 above 3σ κ and 4σ κ for 10 000 realizations. In any case, we find less than 0.1 fake peaks above 5σ κ . When discussing the detection of structures in Sect. 6, we give the expected number A69, page 8 of 25 of fake peaks in the displayed area for each cluster. We note that in Fig. 4, the white contours corresponding to the reconstruction of the orthonormal shear component are in good agreement with the expected number of fake peaks for the field shown (2.9 above 3σ κ and 0.4 above 4σ κ in the left-hand field).

Cluster mass fit

To infer the cluster mass distribution, we choose to fit the shear profile centered on the cluster. This avoids having to measure the shear in the cluster core, and partially breaks the mass sheet degeneracy by imposing a given mass profile on the data. We note that using this radial technique on N-body simulated clusters, Becker & Kravtsov (2011) and Bahé et al. (2012) found a systematic underestimate of cluster masses of roughly 5%, which we do not correct for as the exact correction factor is likely to be a function of the chosen cosmologcial paramaters (and is small compared to the uncertainties for all of our clusters). The NFW density profile (Navarro et al. 1996) defined in Eq. ( 9) is among the best available profiles to fit observed galaxy clusters (e.g., Umetsu et al. 2011). This profile is written as

ρ NFW (r) = ρ s r r s (1 + r r s ) 2 (9) 
where r s is the scale radius and ρ s a density expressed as ρ crit δ c . ρ crit = 3H 2 /8πG is the critical density of the Universe at the cluster redshift, and δ c is a dimensionless density that depends on the DM halo, and that can be expressed as a function of the concentration parameter,

δ c = ∆ 3 c 3 ∆ ln(1 + c ∆ ) -c ∆ 1+c ∆ , ( 10 
)
where ∆ is the overdensity compared to the critical density and c ∆ = r ∆ /r s is the concentration parameter. By integration of the density under spherical symmetry, the mass M NFW,∆ in a given radius r ∆ , can be estimated as a function of r ∆ and c ∆ only

M NFW,∆ = 4πρ s r 3 ∆ c 3 ∆ ln(1 + c ∆ ) - c ∆ 1 + c ∆ • (11) 
The radial shear profile has an analytic formula derived in, for example, Wright & Brainerd (2000). We fit this formula to the measured shear to obtain r ∆ and c ∆ , which are converted into a cluster mass according to Eq. ( 11). There is a known degeneracy between the concentration c ∆ and the mass M ∆ (e.g., Diemer & Kravtsov 2014;Meneghetti et al. 2014), or equivalently r ∆ in our case. We show in Fig. 5 the degeneracy between both parameters of our NFW fit for two clusters representative of the large (MACSJ0717) and low (NEP200) significance detections. These plots highlight the need to break the degeneracy between the two parameters especially in the low significance case. This can be achieved using predictions of the typical concentration of clusters from cosmological N-body simulations, and one can either choose a mean concentration for all clusters in the sample (e.g. Applegate et al. 2014) or use a mass-redshift-concentration relation (e.g., Hoekstra et al. 2015).

To break the degeneracy between r ∆ and c ∆ , we fix the concentration parameter to c 200 = 3.5, since Gao et al. (2008) demonstrated that very massive clusters have concentration parameters between 3 and 4 at the studied redshifts. This choice of a fixed concentration parameter imposes a systematic error on each individual cluster mass although the average should be correct. We quantify the error on the mass measurement due to the intrinsic scatter of 1.34 on the concentration parameter estimate in Gao et al. (2008) by fixing the concentration parameter to 2.16 and 4.84, which represent the scatter around our chosen value of c 200 = 3.5. We find a variation of the mass of about ±25%. This error is not added to the error budget of Table 3. As a result of our choice of breaking the mass-concentration degeneracy by fixing the concentration parameters, any concentration effect, such as the boost factor (see Sect. 4.1.2) or the off-centering effect (see Sect. 5.3), directly affects the mass estimate.

The fit is performed in an annulus where the inner radius is iteratively set to a value larger than the Einstein radius, to remove the area affected by strong lensing. We also require there be a minimum number of objects in every bin, which can push the inner radius to large physical values in the case of high redshift clusters. The outer radius is set to the value at which the output r ∆ does not significantly change (less than 1%) if we probe a larger area. We also ensure that the outer radius is at least larger than the output r ∆ . The fit is performed on the tangential shear computed to the cluster center, which is defined as the highest peak close to the cluster position in the convergence map reconstruction. We discuss the possibility of using the BCG instead A69, page 9 of 25 A&A 590, A69 (2016) Notes. The first eight clusters are observed with CFHT/Megacam and the last eight with Subaru/Suprime-cam. The different columns correspond to #1: cluster ID; #2: cluster redshift; #3: mean redshift of background galaxies; #4: mean galaxy density of the background galaxies; #5: r 200 from the best NFW fit; #6: significance of the NFW fit/significance of the WL peak in the 2D mass map; #7: M NFW 200 from the best NFW fit centered on the WL peak; #8: M NFW 500 computed in r 500 from M NFW 200 , assuming the same NFW profile; and #9: total masses in r 500 derived from XMM X-ray data from Guennou et al. (2014) or Chandra X-ray data from the Maughan et al. (2012) sample denoted by the symbol M12 and computed in Laganá et al. (2013). ( * ) CXOSEXSI_J205617 and MS_2053.7-0449 are on the same image.

of the WL peak as the center in Sect. 5.3, but we mainly discuss masses centered on the WL peak in the following. Cluster masses are shown in Table 3.

An estimate of the significance of the fit is obtained by computing the ∆χ 2 between the best-fit NFW model and a zero mass model. The tangential shear profiles for every cluster can be found in Appendix B, where the error bars correspond to the orthonormal shear that should be equal to zero in the absence of noise. We measure r 200 from the best NFW fit and then compute M 200 , and M 500 . We note that for clusters where the NFW fit has a low significance value (σ < 3), the tangential shear profiles present error bars that are consistent with no signal. We then do not compute a mass for these clusters, as their shear profiles are not reliable.

The errors are computed using the same noise resampling method as for the mass maps (see Sect. 4.2). A random ellipticity is drawn from our catalog and added to each galaxy. Then, the best NFW fit gives a new value for r 200 and M 200 . The mean and dispersion over 100 noise realizations are used as the true value and its error. The r 200 and various mass values are given in Table 3 of Sect. 5.

Galaxy clusters

In this section we present the results concerning the 16 galaxy clusters that we have studied. The discussion is based on the masses obtained from the NFW fits presented in Sect. 4.3 and given in Table 3. After discussing the WL masses (Sect. 5.1), we compare them to the X-ray values from the literature (Sect. 5.2), and then analyze the effect of using the BCG as the cluster center instead of the WL center (Sect. 5.3). We compare individual cluster masses with other studies jointly with the environment discussion in the next section (Sect. 6).

Weak lensing masses

The results of the best NFW fit are given only when its significance is higher than 3σ, because otherwise such a mass would not be reliable. This means that we were not able to constrain the masses of all clusters (see Table 3 and shear profiles in Appendix B). The fact that some of our fits do not converge can have several explanations depending on each case. One obvious limitation is the background galaxy density; as the noise is proportional to the inverse square root of the background density, the deeper the observations, the higher the signal-to-noise of the shear. The data obtained with Subaru, which is an 8-m class telescope, are less affected than those obtained with the CFHT, which is only a 4-m class telescope. The masses of the clusters and the noise in the images are also important factors. A high mass cluster tends to be detected even with a low background galaxy density. Finally, we note that the redshift of the cluster also plays a role. For example, BMW-HRI J122657 is a rather massive cluster, but at a redshift of z = 0.89. As the lensing effect is measured on the galaxies behind the cluster, the higher the redshift, the more difficult it is to detect the cluster. A redshift of z ∼ 0.9 is close to the accessible limit, as lensing is most sensitive to structures at redshifts around z ∼ 0.3-0.4.

We present the individual shear profiles in Appendix B. In Fig. 6 we show a stacked shear profile including all 12 clusters for which it was possible to compute a mass. The black dots correpond to the stacking of all individual cluster shear profiles, and the error bars are the dispersion of each shear bin values. In addition we also coadd the shear catalogs recentered to the WL peak and compute a global shear profile, using the mean redshift of the clusters to convert into comoving distance (blue points). In this case the error bars correspond to the rotated shear as for the individual profiles. Both methods agree very well. In the second case, the error bars are smaller because we get more galaxies per radial bin, but this does not take into account the dispersion in A69, page 10 of 25 the shears. In our study, we have enough signal-to-noise in each cluster to stack the individual shear profiles as well. Though the error bars are still large given that we have only a small number of clusters, most of the noisy or asymmetrical irregularities have been washed out and the stacked shear profile is well represented by an NFW spherical profile.

For the clusters for which we were able to compute masses, we find error bars typical of WL studies. We note, however, that using the noise resampling method to determine the mass increases our errors over using only the significance of the best NFW fit. We choose to show the former errors because they are more robust and more conservative. We do not statistically compare our masses with other WL studies because we have only few clusters in common. Three of our clusters are studied in the Mahdavi et al. (2013) sample, three in the CCCP sample (Hoekstra et al. 2015), three in the Weighting the Giants sample (Applegate et al. 2014), two in the Foëx et al. (2012) sample, one is studied in Jauzac et al. (2012) and Medezinski et al. (2013), and one in Israel et al. (2014). Nonetheless, we compare the WL masses, and the X-ray and strong lensing estimates for each cluster in Sect. 6.1. In the next subsection, we compare our WL masses with those derived from X-rays to evaluate potential biases in both measurements.

X-ray and WL masses

The X-ray masses come from two different samples. Most of them have XMM-Newton data and are taken from Guennou et al. (2014). We add four clusters that have Chandra data and belong to the Maughan et al. (2012) sample. MACSJ1423 has Chandra data but is also part of Guennou et al. (2014). The masses from Guennou et al. (2014) are obtained by applying the Kravtsov et al. (2006) scaling relation to the X-ray derived temperature of the clusters. The error bars were recomputed taking the scatter of this scaling relation into account, since they were too optimistic in Guennou et al. (2014). The masses from Chandra observations were computed in Laganá et al. (2013) using both the temperatures and surface brightness profiles (see Eq. ( 5) of the mentioned paper). 3.

In Fig. 7 we compare the cluster masses inferred from X-ray data and from WL, which are all computed in r 500 for the ten clusters that have both data. We see that the points are fairly distributed around the line of equality. Computing the lognormal mean ratio of the WL to X-ray masses, we find that WL masses are 8% higher than the X-ray masses in the mean. Finding an offset is normal, as the X-ray masses rely on the assumption that clusters are relaxed, which is generally not the case. Weak lensing, on the other hand, does not need such an assumption, and WL masses are usually more reliable. An underestimate of about 10 to 40% in the X-ray derived total cluster masses is commonly observed (Rasia et al. 2006;Nagai et al. 2007;Battaglia et al. 2013). We also note a departure from this relation for LCDCS0829, for which we cannot reproduce the high X-ray mass, and for RXJ1716, which has a very low mass in X-rays compared to its WL mass. In the first case, we note that LCDCS0829 is highly asymmetrical as seen from its mass map in Fig. 12 (Sect. 6). Hence, the hypothesis of spherical symmetry that we made for our NFW fit might explain why we find a low mass for this cluster. In general one can expect WL masses to be very accurate for individual clusters, but only for a large sample of clusters.

Brightest cluster galaxy and weak lensing offset

In this section, we discuss the difference in the mass estimate when centering on the BCG instead of the WL peak. We chose the latter center and apart from this section our WL masses discussed in this paper are computed centered on the WL peak.

First, using our simulated clusters (see Sect. 4.2) for different realizations of the noise, we measure the offset between the true input center and the highest WL peak. We find a mean offset of 0.32 arcmin with a scatter of 0.20 arcmin. We use angular distances here because the noise comes from the background galaxies. We can then say that using the BCG as the center of mass of the cluster is a good approximation only if the offset of the BCG and WL peak is lower than 0.52 arcmin (one sigma above the mean offset owing to the noise). For each realization, we also compute the mass centered on the true input center and on the highest WL peak. We find that centering on the WL peak systematically overestimates masses by about 8% in the mean with a scatter of 9%.

A69, page 11 of 25 A&A 590, A69 (2016) Fig. 8. WL masses centered on the BCG versus WL masses centered on the WL peak. Red dots correspond to clusters for which the WL peak is closer than 0.52 arcmin from the BCG, and black dots for those with higher position offsets. The red dashed line is the first bisector and represents the sequence on which both masses would be equal. The different values can be found in Table 4. We note that NEP200 lies in the large offset category, even if its offset is slightly lower than 0.52 arcmin, because of its mass map reconstruction (see text for details).

For clusters that have a well-identified BCG, we then compute the WL masses centered on the BCG in our data. The resulting masses are shown in Table 4. We also plot one mass estimate against the other in Fig. 8. Table 4 provides the offset between the BCG and the WL peak, which can be high for some clusters. The mean angular distance between the WL and BCG centers is 0.67 arcmin and ranges from 0.29 arcmin to 1.20 arcmin. We also show the BCG offset in comoving distance in Table 4 to allow a comparison with the shear profiles that are computed within comoving radii. The mean offset between the BCG and DM centers in comoving distance is 246 h -1 70 kpc, which is about 100 kpc higher than what is observed at lower redshift (e.g., Oguri et al. 2010), and highlights the fact that our clusters are mostly not relaxed and have probably suffered from a complex merging history. According to our simulations, we can distinguish between two populations of clusters. Those with a BCG offset that is lower than 0.52 arcmin and those with a larger offset. For the first category, the BCG offset is compatible with the noise offset. Thus the BCG center assumption is valid and the masses centered on the BCG and WL peak should agree. In the second case, the BCG is likely not the center of mass of the cluster, and masses centered on the BCG and on the WL peak significantly disagree. Additionally, we verify that clusters with small BCG offsets are indeed not ongoing mergers, looking at their convergence map. Only NEP200 presents signs of an ongoing merger with two peaks in the WL reconstruction, and is then counted in the merger category. We also note that the BCG offset for this cluster is very close to the acceptable limit. These expectations are met well in Fig. 8, where we isolated the two types of clusters. When identifying clusters that have their BCG and WL peaks closer than 0.52 arcmin (red dots), we find that masses with the different centers agree well within the error bars. However, the error bars are not independent for the two measurements as the shear at large radius are largely the same. The WL masses are still slightly higher when centered on the WL peak because centering on the WL peak maximizes the positive contribution of noise to the mass. Hence, choosing the center the way we did tends to overestimate the mass in relaxed clusters compared to centering on the BCG. The masses are lower by about 20% when centered on the BCG for this subsample of clusters with small BCG offsets, which is within the error bars of our simulations. However, the mass difference is significantly larger for unrelaxed clusters (black dots) and can be up to 60% lower in the case of significant mergers (A851).

For about half of our sample, the BCG centering assumption would then be correct here. However, many of the clusters in this sample have significant merging activity and, therefore, the BCG is likely not currently the center of mass of the cluster. In addition, there are several clusters for which it is not possible to identify the BCG, and using a different center definition for these clusters would bias the mass estimate in our sample. Therefore we believe that our mass measurements are systematically high, but centering on the BCG would create masses that are systematically low, and that would not be reliable in the case of mergers, which a large number of our clusters are. A possibility would be to use the BCG center when this assumption is valid and the WL peak in the case of mergers, but we prefer to use the same center (WL peak) for the whole sample to be able to compare masses computed in the same way.

Environment

In this section, we use the 2D mass maps computed in Sect. 4.2 to discuss the structures detected in the vicinity of clusters. We overplot on the images the WL contours at a 3σ significance as well as the X-ray contours and galaxy light distribution contours to fully understand the different mass components. To secure the WL detection of each structure we compute its significance level with respect to the map noise for 100 realizations of the noise. We also count the percentage of simulations in which the structure is detected at more than 3σ above the background. The last two quantities contain similar information, and are given in Table 5. The significance levels in this table are computed from the 100 realizations of the noise and can slightly differ from the contour levels shown in Figs. 9 to 23, which correspond to the original mass maps. We also compute the number and significance of peaks expected to be due to the noise in the A69, page 12 of 25 map reconstruction. This enables us to discuss the presence of WL peaks, which do not show any optical or X-ray counterpart. We also note that in the case of the optical contours, we tried to select only cluster member galaxies, while the WL is sensitive to any line-of-sight structure with a higher efficiency for structures at redshift around z ∼ 0.3-0.4. As a result, it is not surprising to find some peaks in the convergence map with no optical counterpart.

The X-ray contours are plotted from XMM-Newton EPIC MOS1 or MOS2 images. The XMM images suit our study well, as XMM has a larger field of view than Chandra. However, when no XMM data are available, we show contours from Chandra images. Even with XMM, the field of view is limited to about 30 arcmin in diameter, and in some cases, several structures detected through weak lensing have no X-ray counterparts because only the cluster vicinity is in the X-ray field. The X-ray images have been binned in squares of 64 pixels and then smoothed with a Gaussian filter of 20 pixel width. The significance of the X-ray maps are computed from the dispersion of the values of the respective map avoiding the cluster region, and start at 2σ. We chose a 2σ value to show better how our WL detections are embedded in the baryonic components, and because the X-ray maps are only used for qualitative description.

The light density maps are built with the galaxies selected to have a high probability of being at the same redshift as the cluster. For this, we first extract all of the objects from the images in two bands. We separate stars from galaxies and draw color-magnitude diagrams. For each cluster, we superimpose on the color-magnitude diagram the positions of the galaxies with spectroscopic redshifts coinciding with the cluster redshift range. This allows us to define the red sequence drawn by the early-type galaxies belonging to the cluster and to fit it with a linear function of the fixed slope -0.0436, as in Durret et al. (2011). We then select all the galaxies within ±0.3 mag of this sequence as probable cluster members and compute the density map of this galaxy catalog, using the same Gaussian kernel than that of the WL analysis. The pixel size chosen to compute these maps is 0.001 deg, and the number of bootstraps is 100. To derive the significance level of our detections, it is necessary to estimate the mean background of each image and its dispersion. To accomplish this, we draw for each density map the histogram of the pixel intensities. We apply a 2.5σ clipping to eliminate the pixels of the image that have high values and correspond to objects in the image. We then redraw the histogram of the pixel intensities after clipping and fit this distribution with a Gaussian. For each cluster, the mean value and width of the Gaussian, respectively, gives the mean background level and dispersion, which we call σ. We then compute the values of the contours corresponding to 3σ detections as the background plus 3σ. In all the figures of the following subsection, we show contours starting at 3σ and increasing by 1σ.

We first discuss the mass map of every cluster individually in Sect. 6.1, and then make general considerations in Sect. 6.2.

Individual clusters

In addition to discussing the reconstructed convergence maps, in this subsection we also compare the WL masses computed from the NFW best fit (see Sect. 4.3) to other masses from the literature. However, WL masses from different studies can significantly vary. The reason for that lies in the estimate of the redshift distribution of the background galaxies. In the ideal case where every study selects the same background galaxies and agrees on their redshift distribution, they should The X-ray contours starting at 2σ X are in magenta and the light density contours starting at 3σ are in green. We expect 1.3 fake peaks above 3σ κ and 0.2 above 4σ κ in the displayed field (see Sect. 4.2 for details). The scale is given in comoving distance.

get the same masses within errors coming just from the shear measurement. In most cases, however, the selection of galaxies and the estimate of their redshift distribution significantly vary from one study to another, introducing large differences on cluster masses. In addition, cluster masses can present a bias, for example, introduced by the choice of a given value or range of value for the concentration parameter to break the mass-concentration degeneracy. For large WL cluster surveys, masses thus differ systematically by 20-30% in comparing the masses of each cluster across the survey, however, the different teams generally agree with each other regarding which cluster are more massive. XDCS0329, Fig. 9: XDCS0329 is barely detected, with a significance of only 2.8σ κ . It possesses a weak X-ray and optical counterpart. A larger structure is detected at the south with WL (3: 3.9σ κ ) and could correspond to a structure at a different redshift from that of the cluster or to a fake peak but with a weak probability given its S/N. The most massive structure in this field lies north west of the cluster (2: 5.6σ κ ), and does not present any X-ray or optical detection. In addition, there is no known structure referenced at this position in NED, and its high significance detection cannot be reproduced by noise in the mass map reconstruction. A spectroscopic survey of the area would help determine the nature and redshift of this massive object. Finally, we note that XDCS0329 is a small cluster given its hydrodynamical mass of M X 500 = (2.9 ± 0.6) × 10 14 M h -1 70 found in Guennou et al. (2014). It is even sometimes considered as a group rather than a cluster (e.g., Mulchaey et al. 2006).

MACSJ0454, Fig. 10: MACSJ0454 has two substructures detected in WL: a first peak at 5.1σ κ , and a second at 4.2σ κ defining an elongated structure, as already reported from the optical study of Kartaltepe et al. (2008). We note that these substructures are not detected in the WL reconstruction of Notes. The first eight clusters are observed with CFHT/MegaCam and the last eight with Subaru/Suprime-Cam. The different columns correspond to #1: cluster ID; #2: cluster redshift; #3: structure ID; #4: significance of the WL peak in the 2D mass map in unit of σ κ (see text for details); #5: percentage of redetection above 3σ κ over the 100 noise realizations; #6: detection of the structure in X-rays (Y for yes, N for no, ∼ when the detection is ambiguous, -for no data); #7: detection of the structure in galaxy density map (Y for yes, N for no, ∼ when the detection is ambiguous, -for no data); and #8: derived status of the cluster from our analysis and possible presence of a large filament; numbers refer to the classification in the text. ( * ) CXOSEXSI_J205617 and MS_2053.7-0449 are on the same image.

A69, page 19 of 25 A&A 590, A69 (2016) Despite these very different behaviors, we try to classify our sample according to the smoothness of their WL contours and the presence of substructures or infalling groups:

(1) The only relaxed cluster of our sample is MACSJ1423. On small scales we see smooth symmetrical contours and no substructures. However, even for this cluster, we find that it might be embedded in at least one filamentary structure at larger scales. (2) The second category gathers clusters that are highly asymmetrical but do not present any clear substructure or infalling group: LCDCS0829, RXJ1716, and MS2053. These clusters are probably recovering from old merger events, of which the direction of interaction only remains visible. (3) The last category encompasses clusters with high levels of substructuring or apparent merging events. These clusters are recovering from a recent merging event or are even presently merging. Such behaviors are observed for MACSJ0454, A851, MS1621, OC02, NEP200, RXJ2328, CLJ0152, MACSJ0717, MACSJ1621, and CXO-SEXSIJ2056.

Six clusters among this last list seem to be part of particularly intense extended structures: MACSJ0454, A851, MS1621, CLJ0152, MACSJ0717, and MACSJ1621. In addition, BMW1226 shows a large filament despite the fact that the cluster is not detected itself. However, fainter elongated structures linking the different mass peaks can be seen in many cases as a result of smoothing scale θ S = 1 arcmin, suggesting that every cluster lies in a large-scale structure. These LSSs are often not clearly detected, as they are too diffuse compared to the mass peaks corresponding to either infalling groups, or small merger events. Finally, we note that most of our clusters are either past mergers (∼21.5%) or recent or present mergers (∼71.5%). This supports the standard hierarchical scenario in which clusters grow through the merging of smaller structures. In addition, it means that most massive clusters at 0.4 < z < 0.9 are still evolving through this merging process. XDCS0329 is not discussed as it is only weakly detected. This classification is summarized in Table 5.

Conclusion

We accurately measured galaxy shears for eight CFHT/ MegaCam and seven Subaru/Suprime-Cam images. We successfully estimated the mass of 12 clusters out of 16, by fitting their shear profiles with an NFW profile. In comparison with masses from X-ray data (XMM-Newton and Chandra observations), we found that our masses are generally higher than those from X-rays by about 8%; this is an expected result given that the X-ray masses rely on the hypothesis of hydrostatical equilibrium. However, our sample is small and we need higher statistics to compare both masses and also to better compare to the WL literature. We inverted the shear to obtain convergence maps and overlaid the WL contours on images. We estimated the significance of each detected structure with 100 realizations with a random ellipticity added to each galaxy. We studied the environment of every cluster in comparison with X-ray contours and galaxy light density contours. We found that clusters are very different on large scales and doubt they can all be fitted with a simple NFW profile. We separated our sample between isolated relaxed clusters, asymmetrical clusters with no substructures and clusters that have a more complex environment. The second category corresponds to past mergers and the third to recent or present mergers. Most of the sampled clusters are in the last two categories, providing strong observational support to the hierarchical growth scenario, and implying that clusters are still evolving through this process at 0.4 < z < 0.9. Temperature maps from deep X-ray imaging could help characterize the different merging phases that we observe (see, e.g., Durret et al. 2011, and references therein). Even in the isolated case, we found that clusters are embedded in complex large-scale structures, often connecting to another group on megaparsec scales. We report possible filament detections in CLJ0152, MACSJ0454, MACSJ0717, A851, BMW1226, MS1621, and MACSJ1621, the first one also experiencing recent complex merger events. Finally, it is important to note that the distinction between a filament and an infalling group or small cluster is almost a semantic problem. However, groups and small clusters should contain more X-ray gas than filaments and are more likely to possess a BCG, at least in the case of clusters. A more detailed study of each cluster with separate simulations is required to help distinguish between the two possibilities. We intend to study the galaxy populations of the proposed filaments in the framework of the DAFT/FADA survey, a work that will also help in discriminating the nature of these structures. 3 because they are calculated for a single fit to the data, while we show the mean over 100 realizations of the noise in Table 3. We note that clusters with a low significance fit have most of their shear profile compatible with zero (XDCS0329, MACSJ0454, BMW1226, CXOSEXSI2056).
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Figure 1 . 1 -

 11 Figure 1.1 -Spatial distribution of the different matter components in cluster Abell 1689. (a) Distribution of galaxies as observed in the optical with HST. (b) Distribution of dark matter reconstructed from lensing using HST (in blue) (c) Distribution of the ICM observed with Chandra in X-rays (purple). Adapted from the following images : Optical: NASA/STScI; X-ray: NASA/CXC/MIT/E.-H Peng et al; Dark Matter: NASA, ESA, E. Jullo (JPL/LAM), P. Natarajan (Yale), and J-P. Kneib (LAM).

Figure 1 . 2 -

 12 Figure 1.2 -Comparison of the galaxy distribution observed the local universe (blue) and predicted by the Millennium simulation (red). The 3 triangles represent different surveys as noted on the figure. Adapted from Springel et al. (2006).

Figure 1 . 3 -

 13 Figure 1.3 -Evolution of a dark matter density field around a cluster of mass M 200 1.2 × 10 15 h -1 M (Kravtsov & Borgani 2012). The redshift of each panel is given in the top right.

Figure 1 . 5 -

 15 Figure 1.5 -Joint 68.3% and 95.4% confidence regions. Left: σ 8 vs Ω m from Planck S-Z cluster abundances (filled coloured contours), compared with those from Planck CMB (dashed black contours). The different colours are for different mass calibration, using lensing (green, WtG i.e. Weighting the Giants), X-rays (blue, CCCP i.e. Canadian Cluster Comparison Project) or CMB lensing (violet). Adapted from Planck Collaboration et al. (2016b) Right: w vs σ 8 using WtG cluster counts (violet) compared with CMB constraints (WMAP+ACT+SPT) in blue. Adapted from Mantz et al. (2015).

Figure 2 . 1 -

 21 Figure 2.1 -Principle of photometric redshifts. The spectral energy distribution (SED) of a passive galaxy is shown at different redshifts: z = 0 in blue, z = 0.5 in green and z = 1 in red. The response curves of g,r,i and z DES filters are shown in the background. Image taken from DES website (https://www.darkenergysurvey.org/term/redshift/).
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 22 Figure 2.2 -Slice widths and offset chosen for AMASCFI. See text for details.

2 Figure 2 . 3 -

 223 Figure 2.3 -Top row : comparison of AMACFI (initial kernel size from Silverman (1986) prescriptions) and AMASCFI (initial kernel size set to 1.5 Mpc) density maps. Bottom row : the galaxy distribution is plotted, colour coded by the local density in the AMASCFI density map. We see the new density traces the actual galaxy distribution more closely.

Figure 2 . 4 -

 24 Figure 2.4 -Principle of AMASCFI. Starting from part of a slice centred at z = 0.6 in the CFHTLS-W1 (top left), the 3D galaxy distribution is collapsed in 2D (top right) and adaptive-KDE smoothing is performed (bottom right). Peaks are detected in the density map using SExtractor (bottom left). See text for details.

Figure 2 . 5 -

 25 Figure2.5 -Principle of AMASCFI (continued). After peak detection has been performed in each slice, we are left with many detections, real structures appearing several times (top left). We use a MST to link these multiple detections (top right) and merge them into candidate clusters (bottom right). The catalogue is then trimmed to a given S/N (bottom left). See text for details.

  5,10,20,40,80,99)% of the detections (b) M > 10 14 M , z true < 15,10,20,40,80,99)% of the detections (c) M > 10 14 M , 1 < z true < 2
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 26 Figure 2.6 -RoC curves (purity vs completeness) of the 6 cluster finders competing in the Euclid CFC4. Completeness is computed for halos with M > 10 14 M and z true < 2. Purity is computed for halos of mass M > 10 13.25 M . The top row figure shows the full redshift range. The bottom row figures show respectively z true < 1 and 1 < z true < 2. Adapted from Adam et al. (in prep.).
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 27 Figure 2.7 -AMASCFI CFC4 completeness as a function of halo mass and redshift. The black lines corresponds to completeness of 50, 80 and 90%. The catalogue has been trimmed to the most reliable detections ensuring a mean purity of 80% in the range M > 10 14 M and z true < 2. Adapted from Adam et al. (in prep.).
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 29 Figure 2.9 -Comparison of galaxy number counts in the i band of the CFHTLS as a function of magnitude for different lightcones and the CFHTLS T0007. Shaded grey is the CFHTLS, blue the Merson et al. (2013) lightcone, green the Henriques et al. (2015) lightcone and black the Henriques et al. (2012) lightcone. The dashed red line is the m i < 22.5 magnitude limit.
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 5210 Figure 2.10 -Comparison of galaxy number counts in the i band of the CFHTLS as a function of redshift for different lightcones and the CFHTLS T0007. Shaded grey is the CFHTLS, blue the Merson et al. (2013) lightcone, green the Henriques et al. (2015) lightcone and black the Henriques et al. (2012) lightcone.

Figure 2 .

 2 Figure 2.13gri images of three rich cluster candidates in the CFHTLS W1 field, centred on the AMASCFI cluster centres.
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 215 Figure 2.15 -Mass-richness relation for clusters in common between AMASCFI (at S/N > 4 and z < 0.7) and either the Gozaliasl et al. (2014) or Mirkazemi et al. (2015) catalogues. The mass M 200 of the X-ray detected clusters was obtained applying the Kettula et al. (2015) M 200 -L X scaling relation. The fitted relation is shown at the top of the figure. The solid black line is the median relation, while the blue zone shows the 68% confidence on the fit parameters. The dashed lines show the intrinsic scatter in the relation.
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 216 Figure 2.16 -Comparison of the AMACFI (R AMASCFI ) and RedGOLD (λ RedGOLD ) richness estimates.

Figure 2 .

 2 Figure 2.17 -The detections in a slice of a Henriques et al. (2012) lightcone. Black squares are for the CFHTLS prescription to set the detection threshold. Red circles are for the CFC4 prescription at S/N = 1.

Figure 2 .

 2 Figure 2.18 -AMASCFI RoC curves for detections down to S/N = 1 and z < 0.8. Different colours are for different MST linking lengths : blue for 0.25 Mpc, yellow for 0.5 Mpc and red for 1 Mpc.
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 a31 Figure 3.1 -The different results for the GLF in the I F814W band of the Hubble Space Telescope (HST) at a medium redshift of z ∼ 0.5. (a) Martinet et al. (2017) find a drop of the faint end of the RS GLF (in red) while (b) De Propris et al. (2013) find a faint end slope compatible with the low redshift one.
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 32 Figure 3.2 -Individual GLFs for a high mass (a) and a low mass (b) cluster respectively. For each figure, the cluster redshift and mass are indicated. The black vertical line indicates the 90% absolute magnitude completeness limit.

Figure 3 . 3 -

 33 Figure 3.3 -Comparison of best fit templates for each candidate cluster galaxy for a rich candidate cluster at z clus = 0.35. The blue and red points respectively show the new templates considered as late-type galaxies (LTGs) and early-type galaxies (ETGs). The bigger the point, the brighter the galaxy. The black squares show galaxies moving from ETG to LTG and vice versa. The old template is the best fit template in the original catalogue (the redshift is free to vary during the SED fitting), while the new template is the best fit template when we force the galaxy to be at the cluster redshift (z phot,gal = z clus ). This illustrates that template fitting of galaxies is quite sensitive to small changes in redshift, but that classifications are relatively stable.
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 34  vs. i for three rich clusters in the CFHTLS W1 field. Empty black circles are candidate cluster galaxies. The underlying distribution is their normalised density. In red are galaxies selected as ETGs at the cluster redshift by LePhare. Smaller black points are galaxies selected as RS members, i.e. lying ±0.3
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 35 Figure 3.5 -Mean fraction of ETGs (red) and LTGs (blue) brighter than M * + 1.75 in cluster candidates as a function of redshift. The left panel shows the redshift evolution for all cluster candidates with mass M 200 > 10 14 M . The other three panels segregate the cluster candidates in mass bins as defined in the text. Error bars represent the standard error on the mean and are in the point width.
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 36 Figure 3.6 -Redshift evolution of the i-band stacked GLF in the CFHTLS Wide fields.Black is for all galaxies, red for ETGs, and blue for LTGs. In each panel, the number of clusters, their mean redshift, and mean mass is indicated. The black vertical line indicates the limiting magnitude used in the fit.
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 37 Figure 3.7 -Dependence of the Schechter fit parameters on mass for all galaxies (black), ETGs (red), and LTGs (blue).
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 39 Figure 3.9 -Mass dependence of the i-band stacked GLF in the CFHTLS Wide fields.Black is for all galaxies, red for ETGs, and blue for LTGs. In each panel the number of clusters, their mean redshift, and mean mass is indicated. The black vertical line indicates the limiting magnitude used in the fit.
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Figure 3 .

 3 Figure 3.11 -Redshift and mass evolution of the i-band stacked GLFs in the W1 field of the CFHTLS in bins of mass and redshift. Black is for all galaxies, red for ETGs, and blue for LTGs. Indicated in each panel are the mean redshift and mean mass, and the number of cluster candidates in the bin. The black vertical line indicates the limiting magnitude used in the fit. The grey arrows indicate the absolute magnitudes where the GLFs of the ETGs and LTGs intersect.

Figure 3 .

 3 Figure 3.12 -Evolution of the Schechter fit parameters with redshift and mass for all galaxies (black), ETGs (red), and LTGs (blue).
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 314 Figure 3.14 -Redshift and mass co-evolution of the i-band stacked GLFs in the W1 field of the CFHTLS in bins of mass and redshift. In each panel are indicated the mean redshift and mass, and the number of cluster candidates in the bin. Black symbols are for the RS selection, while red symbols are for the LePhare ETG selection. See Sect. 3.2.4 for details.
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 315 Figure 3.15 -Redshift evolution of the Schechter fit of ETG (orange, red, and brown) and LTG (green, light blue, and deep blue) GLFs. The shaded areas are the 68% confidence interval on the fit.
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  Figure 3.16 -Mass dependence of the Schechter fit of ETG (orange, red, and brown) and LTG (green, light blue, and deep blue) GLFs. The shaded areas are the 68% confidence interval on the fit.
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Figure 3 .

 3 Figure 3.17 -Redshift evolution of the Schechter fit of ETG (orange, red, and brown) and LTG (green, light blue, and deep blue) GLFs at fixed mass. The three panels are for the three different mass bins. The shaded areas are the 68% confidence interval on the fit.

15 MFigure 3 .

 153 Figure 3.18 -Mass dependence of the fit of ETG (orange, red, and brown) and LTG (green, light blue, and deep blue) GLFs at fixed redshift. The three panels are for the three different redshift bins. The shaded areas are the 68% confidence interval on the fit.
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  Figure 3.19 -Posterior distributions for α ETG redshift and mass co-evolution. Parameters A, B and C are defined in equation 3.8. The red line in each 1D histograms in the median value of the posterior distribution. The median and 68% credible interval are given on top of each 1D histogram.
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 320 Figure 3.20 -Same as Fig. 3.19 for the LTG population.

  g. De Lucia et al. 2012; Taranu et al. 2014) and observations (e.g. Smith et al. 2012; Roberts & Parker 2017; Olave-Rojas et al. 2018) using many different techniques to assess the question, from studies of groups to studies of cluster substructures.
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 41 Figure 4.1 -Redshift evolution of a protocluster in the Millennium simulation. Represented are all the galaxies that will end up in the cluster R 200 at z = 0. Blue and red circles show respectively central and satellite galaxies at the snapshot shown in each subfigure. The size of the circle is proportional to the galaxy stellar mass. The bold black circle in each panel show a multiple of R 200 of the halo containing the central galaxy at this z.Reproduced fromContini et al. (2016) 

  mocks are in better agreement, the FoV of individual lightcones is only 1.2 × 1.2 deg 2 . At a redshift z ∼ 0.5 this represents a transverse proper distance of only ∼ 25 Mpc. The typical size of filaments is ∼ 10 -50 Mpc (Tempel et al. 2014) making the Henriques et al. (

4. 2

 2 .2.1 Cosmic web extraction with DISPERSE DISPERSE computes the density field from the discrete distribution of points (i.e. galaxy distribution in our application) using the Delaunay tessellation of the points. This is done with the Delaunay Tessellation Field Estimator (DTFE Schaap & van de Weygaert 2000; Cautun & van de Weygaert 2011) that estimates the density at each galaxy position using the area (2D) or volume (3D) of the tessellation cells.

Figure 4 . 2 -

 42 Figure 4.2 -Left: log-density computed from the DTFE of the 2D galaxy distribution in a slice centred at z ∼ 0.5. Right: 3D projected skeleton (black lines) on top of the log-density computed from the DTFE of the 2D galaxy distribution in a slice centred at z ∼ 0.5. From top to bottom the rows represent different typical slice thicknesses of σ 0 = 0.01, σ 0 = 0.03 and σ 0 = 0.05 respectively.
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 43 Figure 4.3 -2D skeleton (red line) in part of a slice centred at z ∼ 0.5 for σ 0 = 0.03 using true (left) and photo-z like (right) redshifts. The background distribution log δ is the logarithm of the DTFE obtained from the galaxy distribution in the slice. Black lines are the 3D projected skeleton. Top row shows only the galaxy density distribution estimated through DTFE. Bottom rows plot the skeletons on top of these distributions.

  Fig 4.3 shows the difference in the reconstructed 2D density field in part of a slice centred at z ∼ 0.5 using true redshifts (left column) and photo-z like 4.3. Method validation using mock data

Figure 4 . 4 -

 44 Figure 4.4 -Distribution of the distances between the 2D skeleton and the 3D projected skeleton for different slice thicknesses either with exact redshift (a) or photo-z like redshift (b).In each subfigure, the top distribution is the Probability Distribution Function (PDF) of the distances to the skeleton. Filled areas around the curve represent the 68% confidence limits computed from 100 bootstrap re-sampling of the distributions (not-visible here because too small). The bottom panels show the Cumulative Distribution Function (CDF). The vertical lines and associated error bars are the median and error on the median of each distribution.
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 45 Figure 4.5 -Schematic view of the cosmic web as traced by DISPERSE that defines the different distances used in this chapter. The grey lines are the filaments. Red and yellow points are respectively a node and saddle point. The red dashed circle shows the exclusion radius around the node. d skel is the distance to the skeleton, d node/clus the distance to the node and d clus,fil the distance to the cluster along the filament.

Figure 4 . 6 -

 46 Figure 4.6 -Stellar mass gradients towards filaments detected in 3D for the reference skeleton (5σ) and in 2D for the three toy-model mocks. We split the galaxy catalogue in three mass bins for which we compute the distribution of the galaxy distances to the skeleton after having removed galaxies close to nodes (see text for details). Red is for 11 < log M * /M < 12, yellow for 10 < log M * /M < 11 and blue for 9.5 < log M * /M < 10. In each subfigure, the top distribution is the Probability Distribution Function (PDF) of the distances to the skeleton. Filled areas around the curve represent the 68% confidence limits computed from 100 bootstrap re-samplings of the distributions. The bottom panels show the Cumulative Distribution Function (CDF). The vertical lines and associated error bars are the median and error on the median of each distribution.
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 35 Towards more realistic mocks 4.3.5.1 PDZ weighting

Figure 4 . 7 -

 47 Figure 4.7 -Zoom on a slice in the CFHTLS-like mock at z ∼ 0.5. Left: we compare the 3D reference skeleton (7σ) in black with the σ 0 = 0.03 2D skeleton (yellow) and with the CFHTLS-like PDZ-weighted 2D skeleton (red). The background distribution log δ is the logarithm of the DTFE obtained from the PDZ-weighted galaxy distribution in the slice. Right: we compare the 3D reference skeleton (7σ) in black with the PDZ-weighted 2D skeleton without (yellow) and with (red) adding CFHTLS masks to the galaxy distributions. The background distribution log δ is the logarithm of the DTFE obtained from the masked PDZ-weighted galaxy distribution in the slice.

2 Figure 4 . 8 -

 248 Figure 4.8 -Distances to the skeleton of respectively bright (a), faint (b) and overall (c) galaxy samples in the redshift range 0.15 < z < 0.7. Red is for ETGs and blue for LTGs.In each subfigure, the top distribution is the Probability Distribution Function (PDF) of the distances to the skeleton. Filled areas around the curve represent the 68% confidence limits computed from 100 bootstrap re-samplings of the distribution. They are almost non-visible here due to the small uncertainties. The bottom panel shows the Cumulative Distribution Function (CDF). The vertical lines and associated error bars are the median and error on the median of each distribution.

Figure 4 . 9 -

 49 Figure 4.9 -Mean connectivity κ in bins of halo mass log M 200 in 3D in the Merson et al. (2013) lightcone (blue), and 2D in the CFHTLS-like mock (red) and CFHTLS-W1 (yellow). Error bars are standard errors on the mean.

Figure 4 . 10 -

 410 Figure 4.10 -Distances to AMASCFI clusters of galaxies in filaments, following the filaments up to the cluster. This figure is for W1, W3 and W4 combined. Red is for ETG and blue for LTG. The top distribution is the Probability Distribution Function (PDF) of the distances to the skeleton. The filled areas around the curve represent the 68% confidence limits computed from 100 bootstrap re-samplings of the distribution. The significance of the difference between the ETG and LTG distributions is written at each sampling point. The bottom panel shows the Cumulative Distribution Function (CDF). The vertical lines and associated error bars are the median and error on the median of each distribution.

Figure 4 .

 4 Figure 4.11 -Distances to AMASCFI clusters along filaments of ETGs (red) and LTGs (blue) respectively at low (a) and high (b) redshifts. See Fig. 4.10 for details on symbols.

Figure 4 .

 4 Figure 4.12 -Distance to AMASCFI clusters along filaments of respectively ETGs (a) and LTGs (b) at high (dark) and low (light) redshift. See Fig. 4.10 for details on symbols.

Figure 4 .

 4 Figure 4.13 -Histograms of the matched (blue) and unmatched (gold) groups/clusters as a function of their M 200 . The two histograms are stacked on top of each other so that their sum is the total number of groups/clusters in the mass bin. Left: 3D skeleton (5σ) in the lightcone. Centre: 2D CFHTLS-like reconstruction. Right: CFHTLS-W1.

Figure 4 . 14 -

 414 Figure 4.14 -Distribution of the distances to the skeleton of halos/groups not located at a node, for the lightcone in 3D (a), the CFHTLS-like mock (b) and CFHTLS-W1 (c) respectively. See Fig. 4.10 for details on symbols.

Fig. 2 .

 2 Fig. 2. Histogram of the pixel intensities for the density map of MACS J0717+3745. The black line shows the full histogram, the blue line the histogram obtained after applying a 2.5σ clipping (see text). The best fit to the Gaussian noise is shown as a red line.

  Figure A.1 clearly shows for b = 2.75 that the cluster and its filament are detected with the largest extent at 3σ. The value b = 2.50 gives similar results, but with a somewhat smaller extension, while the cluster fades for b = 3.00 and 3.25. Second, we fixed b = 2.75 and selected galaxies within ±0.2 and ±0.4 from the red sequence. Results are shown in Fig. A.2. The best compromise is ±0.3 because ±0.2 reduces the cluster extension and ±0.4 adds noise by making other structures appear on the density map, which are probably mostly foreground structures.

  First, we cut the density map to eliminate the three bright sources at the edges of the field and recomputed the contour levels. With this A69, page 4 of 19 F. Durret et al.: Large-scale structure around DAFT/FADA clusters approach, BMW-HRI J122657.3+333253 is detected at 4σ, as seen in Fig. B.1 (middle). Second, we cut the galaxy catalogue to the same size as the middle figure and recomputed the density map. The result is shown in Fig. B.1 (bottom).

  Fig. C.2.

Fig. 8 .

 8 Fig. 8. Same as Fig. 3 for ZwCl 1332.8+5043 (z = 0.6200).

Fig. 9 .

 9 Fig.9. Same as Fig.3for LCDCS 0829 (z = 0.4510). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.44 < z < 0.46 interval.

Fig. 11 .

 11 Fig. 11. Same as Fig. 3 for MACS J1621.4+3810 (z = 0.4650). The cyan circle shows the position of MACS J1621.6+3810. The small magenta circle corresponds to the only redshift in the cluster range (0.44 < z < 0.49).

Fig. 26 .

 26 Fig.26. Same as Fig.3for MACS J0454.1-0300 (z = 0.5377). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.522 < z < 0.553 interval.

  3.2.11. RX J2328.8+1453 (z = 0.4970) RX J2328.8+1453 appears to be very bright on the density map (Fig.25) and is a moderately massive cluster (M NFW 200 = 5.4 × 10 14 M in M15). The structure labelled A corresponds to the Pegasus dwarf galaxy, which is at much lower redshift, but so bright that it still somewhat contaminates the density map. There are two other structures, one (labelled B) 19.4 arcmin east and one (C) 31.0 arcmin south of the cluster that can be identified in NED with the clusters GMBCG J352.53003+14.85291 at z = 0.478 and GMBCG J352.04865+14.39520 at z = 0.416, respectively. If we consider that RX J2328.8+1453 and GMBCG J352.53003+14.85291 form a pair, their projected distance would be about 7.1 Mpc. Two other weak structures are detected at 3σ in the density map, but no filament system is observed. Only two spectroscopic redshifts are available at z = 0.4985 and 0.49.

  011 deg, corresponding to 0.25 Mpc at the cluster distance. According to the strong-lensing analysis made by Zitrin et al. (2011), MACS J0454.1-0300 is a rather low-mass cluster, with a M 500 mass of the order of only 4 × 10 13 M . No other structure is detected in the density map, therefore we only show a zoom on the cluster. There are 343 spectroscopic redshifts in the 0.522 < z < 0.553 range. 3.3.2. MS 2053.7-0449 (z = 0.5830) and CXOSEXSI J205617.1-044155 (z = 0.6002) MS 2053.7-0449 is a massive cluster (M NFW 200 = 1.07 × 10 15 M in M15) detected at the 5σ level, but its companion A69, page 12 of 19

Fig. 27 .

 27 Fig.27. Same as Fig.3for MS 2053.7-0449 in white and CXOSEXSI J205617.1-044155 in cyan (z = 0.5830 and 0.6002, respectively). The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.565 < z < 0.610 interval.

200=

  (14.8 ± 6.1) × 10 14 M ). As for BMW-HRI J122657.3+333253, we tried to cut the density map and eliminate a very bright feature at the western edge of the image, but this only improves the detection level to 2.9σ. The new redshifts measured with GTC are given in TableC.2, and the redshift histogram including these new redshifts and those found in NED is shown in Fig. C.5.

Fig. C. 1 .

 1 Fig. C.1. Galaxy spectroscopic redshift histogram in the field of PDCS 018.

Fig. C. 2 .

 2 Fig. C.2. Galaxy spectroscopic redshift histogram in the field of MACS J0717.5+3745.

Fig. C. 3 .

 3 Fig. C.3. Galaxy spectroscopic redshift histogram in the field of ZwCl 1332.8+5043.

Fig. C. 4 .

 4 Fig. C.4. Galaxy spectroscopic redshift histogram in the field of RX J1716.4+6708.

Fig. C. 5 .

 5 Fig. C.5. Galaxy spectroscopic redshift histogram in the field of NEP 200.

Fig. 1 .

 1 Fig. 1. Half-light radius r h (in pixels) versus i-band magnitude diagram for MACSJ1621. Red dots are catalog objects. The star selection is represented by the black polygon. The sequence of saturated stars on the left side is removed and all remaining objects above the star sequence are considered galaxies.

Fig. 2 .

 2 Fig. 2. (vr) versus (ri) color-color diagram for RXJ1716. Black dots represent galaxies from our catalog. Circles show late-type galaxy templates and squares early types. Green indicates templates at ±0.2 around the cluster redshift, blue lower redshift galaxy templates, and red higher redshift galaxy templates. The black polygon circling green and blue points corresponds to the color area we remove from our catalog. See text for details on galaxy templates used .

Fig. 3 .

 3 Fig. 3. Stacked normalized galaxy density profile for all clusters. Error bars are the dispersion of values in the stack. Radius is in comoving distance and in kpc units. Individual profiles are centered on the WL peak. The red curve is the best exponential fit (see Eq. (5)) to the data.

Fig. 4 .

 4 Fig. 4. Convergence density map for MACSJ1621 overlaid on three-color image. Contour levels (cyan) are shown in signal-to-noise from 3σ κ and by step of 1σ κ . The white contours show the convergence density map computed from the rotated shear with the same signal-to-noise levels. We note that the signal corresponding to the cluster disappears in this reconstruction. Weak lensing peaks are indicated with a white cross starting with the highest detection. The yellow cross indicates the position of the BCG. The left panel shows the full image and the right panel shows a zoom on the cluster region.

Fig. 5 .

 5 Fig. 5. Degeneracy between the r 200 and c 200 NFW profile parameters for the best fit of MACSJ0717 (left, high significance) and NEP200 (right, low significance). The shaded region represents the ∆χ 2 , with 1 and 2σ contours in red. The red cross indicates the best-fit value.

Fig. 6 .

 6 Fig.6. Stacked shear profile for the 12 clusters for which we were able to safely measure the mass. Black points correspond to the stacked profiles and blue points to the profile of the stacked shear catalogs (see text for details). In the first case error bars are the dispersion of values in the stack, and in the second case the rotated shear. Radius is in comoving distance and in kpc units. Individual profiles are centered on the WL peak. The red curve is the best NFW fit to the stacked profile.

Fig. 7 .

 7 Fig.7. X-ray versus WL masses. The red dashed line is the first bisector and represents the sequence on which X-ray and WL masses would be equal. All values can be found in Table3.

Notes.

  The first six clusters are observed with CFHT/Megacam and the last five with Subaru/Suprime-cam. The different columns correspond to #1: cluster ID; #2: d com |WL-BCG| comoving distance between the WL peak and the BCG in kpc; #3: θ |WL-BCG| angular distance between the WL peak and the BCG in arcmin; #4: M NFW 200 from the best NFW fit centered on the WL peak; and #5: M NFW,BCG 200 from the best NFW fit centered on the BCG.

Fig. 9 .

 9 Fig.9. Convergence density map for XDCS0329 overlaid on the threecolor CFHT/MegaCam image. Contour levels (cyan) are in signal-tonoise from 3σ κ with steps of 1σ κ . Each weak lensing peak is noted as a white cross. The yellow cross indicates the position of the BCG. The X-ray contours starting at 2σ X are in magenta and the light density contours starting at 3σ are in green. We expect 1.3 fake peaks above 3σ κ and 0.2 above 4σ κ in the displayed field (see Sect. 4.2 for details). The scale is given in comoving distance.

Fig. A. 1 .

 1 Fig. A.1. Correlation functions of stellar ellipticities before (red) and after correcting for the PSF (blue) for a Subaru/Suprime-Cam field (MACSJ0717) on the left and a CFHT/Megacam field (RXJ2328) on the right. For the corrected auto-correlation function, we plot the absolute values while the true values fluctuate around zero because negative values are not well-displayed in logscale.

  

  

  

  

  

  

  

  

  

  

  

  

  

  

  

  

  As part of the Euclid CFC4, I applied AMASCFI to blind mock data designed to mimic the Euclid survey (see 2.6.1).
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	Figure 2.11 -Selection function of AMASCFI using the Millennium modified lightcones
	of Henriques et al. (2012). Top left: Completeness as a function of redshift for halos of
	M 200 > 10 14 M . Top right: Completeness as a function of halo mass. Bottom left: Purity
	as computed for halos of mass M 200 > 10 13 M . In these three panels, blue, green, and red
	points respectively show the results for S/N > 3, S/N > 4, and S/N > 5. Bottom right:
	Two-dimensional histogram of the completeness in the (redshift, mass) parameter space
	for cluster candidates with S/N > 4. The vertical dotted line at z = 0.7 shows the cut
	applied to compute GLFs (see Sect. 2.7.4						

  AMACSFI vs. z Millennium for all cluster candidates with S/N > 3 matched in the Henriques et al. (2012) lightcones. Black points are for all clusters and groups with mass M 200 > 10 13 M , while red points are only for clusters with mass M 200 > 10 14 M . The black line is the identity line. The dashed lines are ±σ z clus = 0.025 × (1 + z).
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	Figure 2.12 -z as a function of both redshift and halo mass (bottom right panel of Fig. 2.11). For the
	most massive bin (log M 200 /M > 14.6), the completeness is > 70% up to z bin = 0.8
	and then drops. A 70% completeness threshold is reached up to z bin = 0.6 for the
	intermediate mass bin (14.3 < log M 200 /M ≤ 14.6) and z bin = 0.4 for the lowest mass
	bin (14 < log M 200 /M ≤					
				8. For this very pure cut, we compute the completeness
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		(a) Gozaliasl et al. (2014)		(b) Mirkazemi et al. (2015)
	Figure 2.14 -Matching of our cluster candidates obtained with AMASCI and (a) X-ray
	groups detected in the same area of the W1 field by Gozaliasl et al. (2014), (b) X-ray
	groups/clusters detected in the W1, W2, and W4 fields by Mirkazemi et al. (2015). Blue
	filled squares are clusters and groups from the Gozaliasl et al. (2014) catalogue. Black
	empty squares are clusters also detected by AMASCFI. See text for details.	

  200 > 10 14 M 10 14 < M 200 < 10 14.3 M z clus

	Galaxy type fraction	0 0.2 0.4 0.6 0.8 1	0.2	0.4	0.6	0.2	0.4	0.6	0.2	0.4	0.6	0.2	0.4	0.6

M

Table 3 . 2 -

 32 Parameters of the Schechter fits to the stacked cluster GLFs in each mass bin.

	3.3. Results

  ≤ M 200 < 10 14.3 [M ] 10 14.3 ≤ M 200 < 10 14.6 [M ]

	α	≤ z < 10 14.0 0.1 0.3
		5				
		-22.8	-22.2	-22.8	-22.2	-22.8	-22.2

M 200 > 10

14.6 [M ] 

Table 3 . 3 -

 33 Same as Table3.1, but for the three bins of mass.However, some studies-most recently DePropris et al. (2015) andCerulo et al. (2016)see no clear redshift evolution in the faint-end slope of the red-sequence GLF. Both studies build the stacked GLFs of high-redshift clusters and find faint-end slope values compatible with low redshift values.

	log( M 200 M ) > 14.6
	200 M ) ≤ 14.6

, our faint-end slope parameter α is slightly steeper at low redshift than theirs, but within the error bars. type z 14 < log( M 200 M ) ≤ 14.3 14.3 < log( M

Table 3 . 4 -

 34 Evolution parameters A,B, and C as defined in equations 3.8 to 3.10. The values quoted are the median and the 68% credible interval.

  Table 4.1 -Redshift uncertainties σ z and how they drive the choice of the slice thickness. W com is the co-moving width (±σ z ) in co-moving Mpc (cMpc) and m * i the typical apparent knee magnitude of the field GLF. See text for details. and faintest magnitude considered. Here m * i + 1.25 at z = 0.7 (m i = 22.15). The slice widths at different redshifts for different photo-z uncertainties are given in Table 4.1.

	type	z	m * i + 1.25	σ z	W com
	σ 0 = 0.01 0.15 < z < 0.25 . . .	18.82 . . .	0.012 90.7 . . . . . .
		0.65 < z < 0.75	22.15	0.017 99.3
	σ 0 = 0.03 0.15 < z < 0.25 . . .	18.82 . . .	0.036 272.0 . . . . . .
		0.65 < z < 0.75	22.15	0.051 297.8
	σ 0 = 0.05 0.15 < z < 0.25 . . .	18.82 . . .	0.06 453.2 . . . . . .
		0.65 < z < 0.75	22.15	0.08 493.4

Table 4 . 2 -

 42 Statistics of the distances between the 2D and 3D skeletons detected at σ 2D and σ 3D respectively. 'Comp' is the completeness and 'Pur' the purity. 'median' is the median of the PDF. Quoted uncertainties encompass 68% of the PDF. See text for details.

	type	σ 3D σ 2D	Comp	Pur median
				Exact redshifts	
	σ 0 = 0.01 σ 0 = 0.03 σ 0 = 0.05	5.5 7 7.5	2 2 2	0.71 0.78 0.82	0.83 0.50 +1.07 -0.37 0.84 0.52 +0.93 -0.38 0.85 0.54 +0.90 -0.38
				Photo-z like	
	σ 0 = 0.01 σ 0 = 0.03 σ 0 = 0.05 CFHTLS-like masked CFHTLS-like	5.5 7 7.5 7 7	2 2 2 2 2	0.64 0.71 0.82 0.65 0.72	0.73 0.71 +1.29 -0.53 0.79 0.66 +1.18 -0.47 0.76 0.64 +0.93 -0.43 0.89 0.53 +0.70 -0.35 0.78 0.67 +1.16 -0.46

Table 4 .

 4 

	Yet

4 -Medians of the galaxy distances to the filaments for ETGs and LTGs in different magnitude bins. We use the CFHTLS W1, W3 and W4 fields. Error bars are the error on the median computed from 100 bootstrap re-sampling of the original distribution.

  ).

		Median values of the PDF
		ETGs	LTGs	∆ ETG-LTG
	0.15 < z clus < 0.70 4.72 ± 0.06 5.16 ± 0.04	6.1σ
	0.15 < z clus < 0.40 4.27 ± 0.10 4.82 ± 0.08	4.3σ
	0.40 < z clus < 0.70 5.15 ± 0.08 5.15 ± 0.14	NS
		----	----
	∆ z low -z high	6.9σ	2.0σ
	Table		

Table 4 .

 4 

		Median values of the PDF	
	log M 200	3D at 5σ CFHTLS-like mock CFHTLS-W1
	13 < log M 200 /M < 13.3 0.46 ± 0.02	-	-
	13.3 < log M 200 /M < 13.6 0.14 ± 0.01	0.47 ± 0.03	0.32 ± 0.03
	13.6 < log M 200 /M < 14 0.08 ± 0.01	0.29 ± 0.02	0.27 ± 0.03
	log M 200 /M > 14	-	0.16 ± 0.02	0.24 ± 0.02

6 -Medians of the distances to the skeleton of unmatched groups/clusters in four mass bins, in the original 3D lightcone, CFHTLS-like mocks and CFHTLS-W1 data.

Table 1 .

 1 A69, page 2 of 19 F. Durret et al.: Large-scale structure around DAFT/FADA clusters Clusters in our sample in order of increasing RA.

	Cluster name	RA (J2000.0) (J2000.0) Dec	Redshift	Scale (kpc/arcsec)	Telescope/ Filters camera	N z mag lim,1 mag lim,2
	Cl0016+1609 Cl J0152.7-1357 RCS J0224-0002 PDCS 018 XDCS cm J032903.1+025640 MACS J0454.1-0300 MACS J0647.7+7015 MACS J0717+3745 MACS J0744.9+3927 Abell 851 SEXCLAS 12 SEXCLAS 13 RXC J1206.2-0848 BMW-HRI J122657.3+333253 186.74167 4.63888 28.17083 -13.9625 16.4433 36.14320 -0.0415 36.85625 0.6678 52.26175 2.9403 73.54552 -3.0187 101.94125 70.2508 109.39083 37.7556 116.21583 39.4592 145.73601 46.9894 163.15917 57.5137 163.22583 57.5360 181.54991 -8.8000 33.5484 ZwCl 1332.8+5043 203.58333 50.5151 MJM98 034 203.80742 37.8156 LCDCS 0829 206.88333 -11.7617 3C 295 cluster 212.83396 52.2025 MACS J1423.8+2404 215.95125 24.0797 RX J1524.6+0957 231.16792 9.9608 RCS J1620.2+2929 245.05000 29.4833 MACS J1621.4+3810 245.35000 38.1672 MS 1621.5+2640 245.89863 26.5638 OC02 J1701+6412 255.35659 64.2368 RX J1716.4+6708 259.20667 67.1417 NEP 0200 269.33083 66.5253 CXOSEXSI J205617.1-044155 314.07150 -4.6986 MS 2053.7-0449 314.09321 -4.6287 MACS J2129.4-0741 322.35833 -7.6911 RX J2328.8+1453 352.20792 14.8867	0.5455 0.8310 0.7730 0.4000 0.4122 0.5377 0.5907 0.5458 0.6860 0.4069 0.7080 0.6640 0.4400 0.8900 0.6200 0.3830 0.4510 0.4600 0.5450 0.5160 0.8700 0.4650 0.4260 0.4530 0.8130 0.6909 0.6002 0.5830 0.5889 0.4970	6.385 7.603 7.419 5.373 5.471 6.339 6.637 6.387 7.087 5.429 7.178 6.992 5.685 7.765 6.786 5.231 5.767 5.831 6.382 6.206 7.713 5.867 5.579 5.781 7.549 7.108 6.686 6.596 6.627 6.084	M S M M M M SC S SC M M M M S M M M M S M M S M M S M S/M S/M SC M	g , i V, R g , i g , i g , i g , z V, I V, I V, I g , i r , z r , z r , z V, I g , r g , i g , i g , i V, I g , r g , i V, I g , i g , i V, R g , i V, z V, z V, I g , i	24.0 23.0 25.5 25.0 24.0 22.5 25.0 23.5 25.0 23.5 24.0 21.5 24.5 24.0 24.5 24.0 24.5 24.0 24.5 23.5 23.0 22.5 23.0 22.5 24.0 22.0 24.0 23.0 24.0 24.0 24.5 23.5 24.0 22.0 24.0 23.5 24.5 23.5 24.0 24.0 24.0 22.0 24.5 23.5 24.0 23.0 23.5 22.0 24.5 24.5 24.5 23.5 24.5 23.0 24.5 23.0 24.0 23.0 24.5 22.5
	Notes. The columns are (1) cluster name; (2) RA (J2000.0); (3) Dec (J2000.0); (4) cluster redshift; (5) scale at cluster redshift in kpc/arcsec; (6) origin of the data: M for CFHT/Megacam, S for Subaru/SuprimeCam and SC for Subaru/SuprimeCam coming from the CLASH survey; (7) set of filters used; (8) number of spectroscopic redshifts in the cluster range; (9) magnitude completeness limit in the bluest band; (10) magnitude completeness limit in the reddest band. Two fields contain two clusters each: SEXCLAS 12 and SEXCLAS 13, and CXOSEXSI J205617.1-044155 and MS 2053.7-0449.

Table C . 2 .

 C2 New spectroscopic redshifts obtained with GTC in the field of NEP 200.

	Running number 1 269.26295 66.49133 0.0000 RA Dec z Flag (J2000.0) (J2000.0) 4 2 269.26708 66.47758 0.6105 2 3 269.27117 66.54886 0.4156 3 4 269.27431 66.52642 0.1749 4 5 269.27518 66.55717 0.0000 2 6 269.30138 66.46396 0.2624 3 7 269.30734 66.48506 0.0000 2 8 269.30746 66.45269 0.7771 9 9 269.31076 66.46900 0.5625 2 10 269.31186 66.49042 0.6110 2 11 269.31965 66.44800 0.2597 2 12 269.32835 66.52599 0.5434 3 13 269.33149 66.52576 0.6936 4 14 269.33663 66.51119 0.4632 4 15 269.34054 66.48596 0.5916 2 16 269.34938 66.57275 0.0560 4 17 269.35608 66.54448 0.6938 2 18 269.35675 66.49611 0.4240 2 19 269.35737 66.51684 0.0000 3 20 269.37533 66.50135 0.3077 4 21 269.38035 66.56889 0.6102 2 22 269.38913 66.57149 0.7490 2 23 269.39112 66.51077 0.0000 4 24 269.41683 66.54119 0.0000 4	r band magnitude 20.46 20.87 21.28 23.50 21.48 18.10 18.86 21.98 21.38 21.35 19.99 21.17 19.97 21.84 21.04 18.47 20.80 20.72 21.62 20.12 21.33 21.74 21.32 20.82
	Notes. The columns are (1) running number; (2) RA (2000.0); (3) Dec (J2000.0); (4) spectroscopic redshift; (5) flag (see text); (6) Megacam r band magnitude.
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Table 1 .

 1 A69, page 2 of 25 N. Martinet et al.: Weak lensing study around high redshift clusters Data used in this study.

	Cluster	RA	Dec	z	Instrument	Filters	Seeing G14 M15
	XDCScmJ032903 MACSJ0454.1-0300 ABELL0851 LCDCS0829 MS1621.5+2640 OC02J1701+6412 NEP0200 RXJ2328.8+1453 CLJ0152.7-1357 MACSJ0717.5+3745 07 17 33.79 +37 45 20.01 0.5458 Subaru/Suprime-Cam r + (v, z) 0.69 03 29 02.81 +02 56 25.18 0.4122 CFHT/Megacam r + (v, i) 0.73 04 54 10.92 -03 01 07.14 0.5377 CFHT/Megacam r + (v, z) 0.76 09 42 56.64 +46 59 21.91 0.4069 CFHT/Megacam i + (v, z) 0.80 13 47 31.99 -11 45 42.01 0.4510 CFHT/Megacam r + (v, i) 0.83 16 23 35.50 +26 34 13.00 0.4260 CFHT/Megacam r + (v, i) 0.65 17 01 22.60 +64 14 09.00 0.4530 CFHT/Megacam r + (i, v) 0.73 17 57 19.39 +66 31 31.00 0.6909 CFHT/Megacam i + (v, r) 0.97 23 28 49.90 +14 53 12.01 0.4970 CFHT/Megacam r + (v, i) 0.70 01 52 40.99 -13 57 45.00 0.8310 Subaru/Suprime-Cam r + (v, z) 0.70 BMW-HRIJ122657 12 26 58.00 +33 32 54.09 0.8900 Subaru/Suprime-Cam r + (i, z) 0.80 MACSJ1423.8+2404 14 23 48.29 +24 04 46.99 0.5450 Subaru/Suprime-Cam i + (v, r) 0.88 MACSJ1621.4+3810 16 21 23.99 +38 10 01.99 0.4650 Subaru/Suprime-Cam i + (v, r) 0.62 RXJ1716.4+6708 17 16 49.60 +67 08 30.01 0.8130 Subaru/Suprime-Cam r + (v, z) 0.63 CXOSEXSIJ205617 * 20 56 17.16 -04 41 55.10 0.6002 Subaru/Suprime-Cam r + (v, i) 0.61 MS2053.7-0449 * 20 56 22.37 -04 37 43.42 0.5830 Subaru/Suprime-Cam r + (v, i) 0.61	Y Y Y Y Y N N Y Y N Y Y N Y/N Y Y	Y Y Y Y N N N N Y N Y Y Y N N N

Table 2 .

 2 Multiplicative (m) and additive (c) shear biases derived from applying our WL reduction pipeline to the STEP2 simulations with a Subaru PSF and a seeing of 0.8 (PSF C).

Table 3 .

 3 Results on galaxy clusters.

	Cluster	z	zbg	n bg (arcmin -2 ) (kpc h -1 r NFW 200 70 )	σ NFW /σ 2D	M NFW 200 (10 14 M h -1 70 ) (10 14 M h -1 M NFW 500 70 ) (10 14 M h -1 M X 500 70 )
	XDCS0329 MACSJ0454 ABELL0851 LCDCS0829 MS1621 OC02 NEP200 RXJ2328 CLJ0152 MACSJ0717 BMW1226 MACSJ1423 MACSJ1621 RXJ1716 MS2053 * CXOSEXSI2056 * 0.6002 0.98 0.4122 0.90 0.5377 0.99 0.4069 0.92 0.4510 0.93 0.4260 0.93 0.4530 0.96 0.6909 1.02 0.4970 0.95 0.8310 1.19 0.5458 0.98 0.8900 1.43 0.5450 0.93 0.4650 0.94 0.8130 1.17 0.5830 0.98	10.20 9.96 8.30 8.79 14.13 13.15 5.80 11.46 14.94 13.16 10.12 8.98 16.39 7.49 14.44 14.44	--1542 ± 160 1638 ± 218 1718 ± 140 1202 ± 187 1929 ± 306 1393 ± 159 1670 ± 194 2236 ± 206 5.2/10.9 1.2/2.8 1.9/5.1 3.9/7.6 3.8/5.5 6.4/8.3 3.1/4.7 3.3/5.1 3.2/5.5 3.8/8.3 -0.2/ -1594 ± 214 3.4/5.0 1379 ± 185 4.2/6.8 1685 ± 194 3.9/7.3 1620 ± 195 4.6/8.7 -0.7/4.4	--6.6 ± 2.0 8.5 ± 3.2 9.2 ± 2.2 3.4 ± 1.5 18.9 ± 8.2 5.5 ± 1.9 14.0 ± 4.6 23.6 ± 6.4 -8.8 ± 3.3 5.2 ± 1.9 14.1 ± 4.7 9.5 ± 3.3 -	--4.4 ± 1.4 5.7 ± 2.1 6.2 ± 1.5 2.3 ± 1.0 12.7 ± 5.5 3.7 ± 1.2 9.4 ± 3.1 15.9 ± 4.3 -5.9 ± 2.2 3.5 ± 1.3 9.5 ± 3.2 6.4 ± 2.2 -	2.9 ± 0.6 13.9 ± 3.0 5.5 ± 1.2 16.9 ± 3.6 4.5 ± 0.5 M12 --2.2 ± 0.5 8.8 ± 1.9 17.8 ± 1.7 M12 12.1 ± 0.4 5.7 ± 1.2 4.3 ± 0.4 M12 2.8 ± 0.5 M12 4.9 ± 1.1 3.6 ± 0.8

Table 4 .

 4 Comparison of masses centered on the WL peak and on the BCG for 11 clusters.

	Cluster	d com |WL-BCG| θ |WL-BCG| (kpc h -1 70 ) (arcmin) (10 14 M h -1 M NFW 200 70 ) (10 14 M h -1 M NFW,BCG 200 70 )
	ABELL0851 LCDCS0829 MS1621 OC02 NEP200 RXJ2328 CLJ0152 MACSJ1423 MACSJ1621 RXJ1716 MS2053	384 178 338 74 209 343 339 146 422 190 87	1.18 0.51 1.01 0.21 0.49 0.94 0.74 0.38 1.20 0.42 0.29	6.6 ± 2.0 8.5 ± 3.2 9.2 ± 2.2 3.4 ± 1.5 18.9 ± 8.2 5.5 ± 1.9 14.0 ± 4.6 8.8 ± 3.3 5.2 ± 1.9 14.1 ± 4.7 9.5 ± 3.3	2.5 ± 1.6 6.5 ± 2.9 5.6 ± 1.8 2.8 ± 1.4 8.4 ± 5.2 3.2 ± 1.8 9.5 ± 4.3 7.2 ± 3.3 1.7 ± 1.1 12.9 ± 4.5 8.6 ± 2.9

Table 5 .

 5 Results on environment.

	Cluster	z	Structure σ 2D Detection X-ray Galaxies percentage	Cluster status
	XDCS0329 MACSJ0454 ABELL851 LCDCS0829 MS1621 OC02 NEP200 RXJ2328 CLJ0152 MACSJ0717 BMW1226 MACSJ1423 MACSJ1621 RXJ1716 MS2053* CXOSEXSI2056* 0.6002 0.4122 0.5377 0.4069 0.4510 0.4260 0.4530 0.6909 0.4970 0.8310 0.5458 0.8900 0.5450 0.4650 0.8130 0.5830	1 2 3 1 2 3 4 5 6 7 8 1 2 3 4 1 2 3 1 2 3 4 1 2 3 1 2 1 2 1 2 3 4 5 1 2 3 0 1 2 1 1 2 1 2 3 1 2 3 4	2.8 5.6 3.9 5.1 4.2 3.7 4.4 3.8 4.2 4.0 5.5 7.6 5.0 4.3 4.4 5.5 4.5 4.7 8.3 4.3 3.5 3.1 4.7 5.8 4.2 5.1 4.6 5.5 3.9 8.3 6.4 4.8 6.6 4.7 10.9 8.2 5.7 -5.6 2.9 5.0 6.8 5.9 7.3 4.9 5.4 8.7 4.4 4.5 3.2	44% 96% 74% 91% 76% 67% 88% 70% 82% 78% 95% 100% 89% 81% 86% 98% 86% 92% 100% 77% 67% 53% 88% 98% 78% 93% 84% 93% 73% 100% 98% 85% 98% 89% 100% 100% 98% -97% 46% 91% 97% 96% 98% 85% 86% 100% 84% 84% 55%	Y N N Y Y N N N N N N Y ∼ ∼ N Y --Y ∼ N N Y Y N Y N Y N Y Y Y Y ∼ Y ∼ N Y N N Y Y N Y N N Y Y N N	Y N ∼ Y Y ∼ N ∼ ∼ N N Y Y Y N Y Y Y Y Y N N Y ∼ ∼ Y N Y N Y N N Y N Y Y Y Y Y N Y Y Y Y N N Y N N N	-recent or present merger (3) / elongation or filament recent or present merger (3) / elongation or filament past merger (2) recent or present merger (3) / elongation or filament recent or present merger (3) foreground cluster (A2246) recent or present merger (3) recent or present merger (3) recent or present merger (3) / elongation or filament recent or present merger (3) / elongation or filament -/ elongation or filament Relaxed (1) recent or present merger (3) / elongation or filament past merger (2) past merger (2) recent or present merger (3)

The dark energy equation of state may be allowed to vary with redshift if the dark energy is not a simple cosmological constant. The dark energy equation of state is usually decomposed as ω = ω 0 + ω a (1 -a).

It should also be noted that AMASCFI is much faster than the original AMACFI, particularly thanks to the use of parallelisation.

available at http://terapix.iap.fr/article.php?id_article=841

http://www.cadc-ccda.hia-iha.nrc-cnrc.gc.ca/en/megapipe/docs/filtold.html

http://jeancoupon.com/venice/

http://vizier.u-strasbg.fr/viz-bin/VizieR

14.3 < M 200 < 10 14.6 M M 200 > 10 14.6 M

http://cesam.lam.fr/cfhtls-zphots/files/cfhtls_wide_T007_v1.2_Oct2012.pdf

A short description of the project can be found here: http:// cesam.lam.fr/DAFT/index.php

http://www.astro.ucla.edu/~wright/CosmoCalc.html

A list of all the data available for this survey can be found at http://cesam.lam.fr/DAFT/project.php

https://archive.stsci.edu/prepds/clash/

http://www.inaoep.mx/~ydm/gtcmos/gtcmos.html A69, page 18 of 19

http://www.astromatic.net/

http://smoka.nao.ac.jp/
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Appendices

A. 1 Durret et al. (2016) In this study, we use galaxies as a tracer of filaments and large-scale structures around 30 medium-high redshift (0.4 < z < 0.9) galaxy clusters in the DAFT/FADA survey.

To trace the environment around each cluster, we select galaxies likely to belong to the red sequence, and hence be at the cluster redshift and build a 2D density map using adaptive kernel density estimation.

My contribution was to develop the method used to compute density contours from the density map. A big part of the work was to derive carefully the significance level of the detections. For this it is necessary to estimate the mean and dispersion of the background level.

This is done by computing the histogram of the pixel intensities and applying a 2.5σ clipping. The clipped distributions is fitted with a Gaussian and the background dispersion is taken to be the standard deviation of the Gaussian σ. This allows to draw density contours corresponding to the significance of the detected structures.

Studying individually each cluster we find that there are twelve out of thirty clusters presenting elongations of several Mpc.

Appendix A: Testing the chosen parameters of the red sequence that were used to build density maps

We illustrate here the influence that the selection of the galaxies along the red sequence has on the density maps. 

Appendix B: Testing the determination of the cluster detection levels

We illustrate here the influence of bright structures on the determination of the background level of the density maps that has important consequences on the significance levels of the detections, based on the extreme example of BMW-HRI J122657.3+333253. See Sect. 2.4 for details. The bottom image was computed after extracting from the initial catalogue of cluster galaxies the galaxies belonging to the yellow rectangle and recomputing the density map. See text for more explanations. The magenta points correspond to the galaxies with spectroscopic redshifts in the 0.87 < z < 0.92 interval. 

Appendix C: New spectroscopic redshifts obtained with the GTC and various redshift histograms

A number of spectroscopic redshifts were obtained through multi-slit spectroscopic data obtained with OSIRIS/MOS on the Gran Telescopio Canarias (GTC) on May 22, 2014, for the clusters ZwCl 1332.8+5043 and NEP 200. Images previously obtained with OSIRIS/GTC in the imaging mode were used to make the masks. Two masks were made for each cluster, allowing slit spectroscopy of about 25 objects per mask. The grism R300R was used, which provides a dispersion of 7.74 Å/pixel in the wavelength range from 4800 to 10 000 Å. A total of 3000 s were exposed for each mask. Arc-lamp exposures were taken for wavelength calibration. The seeing FWHM was measured in the acquisition images and reached from 0.9 to 1.2 arcsec. The observing conditions were mostly photometric. The standard star GD153 was observed for flux calibration.

A. 2 Martinet et al. (2016) This paper is a weak lensing (WL) study of 16 medium-high redshift (0.4 < z < 0.9) galaxy clusters in the DAFT/FADA survey. All of them are imaged in at least three optical bands using Subaru/SuprimeCam or CFHT/MegaCam. The large field of view of the cluster images allows to study the cluster environments. The shear of each galaxy is estimated through a KSB-like method and background galaxies are isolated using a colour-colour diagram.

The structures in the cluster environment are computed thanks to convergence maps, and their significance estimated through bootstrap re-sampling. The galaxy density and X-ray distributions are also computed for each cluster.

From these density reconstructions, we find that most of the studied clusters may be embedded in filamentary structures. Clusters are also classified in three dynamical states according to the smoothness of their WL density contours and the amount of substructures: relaxed (∼ 7%), past mergers (∼ 21.5%) and recent or present mergers (∼ 71.5%).

We conclude that the fraction of clusters undergoing merging events observationally supports the hierarchical scenario of cluster growth.

My main contribution to the paper was in helping developing the algorithm used to compute the galaxy density contours, as in Durret et al. (2016) (see Appendix A.1). This allowed to compare the galaxy distribution to the WL and X-ray distributions. Such a comparison helped in understanding the dynamical state of clusters, as the different matter components may react differently to merging events.

A&A 590, A69 (2016) Fig. 10. Same as Fig. 9 for MACSJ0454 on the three-color CFHT/MegaCam image. We expect 3.0 fake peaks above 3σ κ and 0.6 above 4σ κ in the displayed field (see Sect. 4.2 for details). Soucail et al. (2015), and this is probably because they use a larger smoothing kernel (θ = 150 against θ = 60 in our case). However, they found a clear elongation that matches those substructures. The X-ray and optical contours are centered between these two substructures and elongated in their direction. The fact that this cluster is highly substructured can explain why the NFW fit fails. In addition, this cluster is probably of low mass as Zitrin et al. (2011) found a central mass of M SL 500 = (0.41 ± 0.03) × 10 14 M h -1 70 in their strong lensing analysis. We also detect several faint peaks. They are detected at levels of 4.4, 3.8, 4.2, and 4.0σ κ for structures 4-7, respectively. While structures 5 and 6 might have an optical counterparts, structure 4 and 7 very likely correspond to fake peaks or to a small group at a different redshift for structure 4. Structures 4 and 6 are also detected in Soucail et al. (2015). A larger structure is found at the southwest (8 at 5.5σ κ ), which is not at the cluster redshift, given that it is not detected through the galaxy density contours, but could also be due to a contamination from stars in its vicinity.

ABELL 851, Fig. 11: A851 is a massive cluster, detected at a high significance level (7.6σ κ ). It is highly substructured as already found in Guennou et al. (2014) and confirmed here by the presence of three spatially separated components: dark matter, X-ray gas, and galaxies. No substructures are detected in the mass reconstruction of Soucail et al. (2015), but they used a smoothing kernel more than twice as large as ours. The most important substructures are those noted 2 and 3, the first to the south with a 5σ κ significance and the second to the northeast with a 4.3σ κ significance. These structures are also detected on the galaxy density map and perhaps also in X-rays, the contours of which are extended toward the substructure directions. Finally, we note a fourth and a fifth structures, northeast and southwest of the cluster. These are far from the cluster, and while 5 has an optical counterpart, 4 does not and could either be a fake peak or a group at a different redshift. The 5th structure should lie at the same redshift as the cluster. We note that other studies reported a higher mass than the mass we derived for this cluster. We find LCDCS0829, Fig. 12: LCDCS0829 is at first view an isolated cluster with an elongation to the northwest. An elongation is also detected in the WL reconstruction of Soucail et al. (2015). It is detected with our three probes. However, at a larger scale there is another structure (3: 4.7σ κ ) about 1.5-2 Mpc southwest from the cluster that could be in interaction and is detected both with WL and galaxy density. Farther away, but still at the same redshift according to our galaxy density map, lies a 4.5σ κ structure (2) that could be a group connected to the main cluster through a filamentary structure passing by 3, which remains to be detected. For this cluster, we find a mass of M NFW 500 = (5.7 ± 2.1) × 10 14 M h -1 70 , which agrees within the error bars with the WL study of Mahdavi et al. (2013), i.e., M 500 = (9.3 ± 2.9) × 10 14 M h -1 70 , but is low compared to that of Foëx et al. (2012), i.e., M NFW 500 = (17.7 ± 2.2) × 10 14 M h -1 70 .

MS1621, Fig. 13: this cluster is massive and highly substructured at large scales. The main cluster is detected at 8.3σ κ and is also seen on the X-ray and galaxy density maps. It is elongated toward structures 2 and 3 detected at 4.3 and 3.5σ κ , and also has an elongation in the X-ray and galaxy density contours for structure 2, while 3 might just be a fake peak. Finally, the galaxy density contours show a structure southeast of substructure 3 that could be a close group. Structures 1 and 2 are detected as a single structure in Soucail et al. (2015) because of the larger smoothing scale they apply to the mass map. Their reconstruction is clearly elongated in the direction of these substructures. We note that Foëx et al. (2012) found a mass of M WL 500 = (8.5 ± 1.5) × 10 14 M h -1 70 that is slightly higher than our value of M NFW 500 = (6.2 ± 1.5) × 10 14 M h -1 70 , but in worse agreement with the hydrodynamical mass inferred from X-rays, A69, page 14 of 25 i.e., M X 500 = (4.5 ± 0.5) × 10 14 M h -1 70 .

OC02, Fig. 14: OCO2 is detected with the three probes with a 4.7σ κ from WL. It seems to be merging with a smaller group on the south, detected at 4.2σ κ (3). Finally, we note a massive structure detected at 5.8σ κ with an X-ray counterpart and only a faint optical counterpart. This means it is a group or cluster at a different redshift from OC02. By checking on NED, we find that structure 2 in fact corresponds to Abell 2246, which is a foreground cluster at z = 0.225. Finally, OC02, also known as CL1701+6414 is a low mass cluster. We find a mass of M NFW 500 = (2.3 ± 1.0) × 10 14 M h -1 70 , which is slightly higher than Israel et al. (2014), who found a WL mass of M WL 500 = 0.33 × 10 14 M h -1 70 or M WL 500 = 1.41 × 10 14 M h -1 70 , depending on the chosen concentration parameter. We also investigate the bias in the mass estimate from the shear profile of OC02 because of the presence of the foreground cluster A2246. To accomplish this, we first compute the expected shear profile for the foreground cluster, using an X-ray derived total mass from Wang & Walker (2014) of M X 200 = (3.3±0.6)×10 14 M h -1 70 , and assuming a concentration parameter of c 200 = 3.5. We note that X-ray derived masses should not be biased by the proximity of both clusters as they are derived in a much smaller region than the WL. We then subtract this expected shear contribution to every galaxy in the field and compute the mass of OC02 again by fitting an NFW profile to its new shear profile. We find a new mass that is 7% lower than the value from Table 3. We conclude that the presence of the foreground cluster only weakly affects the cluster mass estimate in this case, and do not correct for it as it is low compared to the other sources of error, and to avoid biasing our sample in applying a different method to one of our clusters. NEP200, Fig. 15: NEP200 is detected in X-rays, optical, and WL with a detection significance of 5.1σ κ . It seems to be merging with a companion on the west (2: 4.6σ κ ), while it is probably a projection effect given that it is not detected in the optical contours. Spectroscopic redshifts would be needed to confirm this hypothesis. We also note several peaks at ∼3σ κ which could correspond to fake peaks or faint structures at different redshifts. As this cluster has not been widely studied yet, we derive a first WL mass of M NFW 500 = (12.7±5.5)×10 14 M h -1 70 for NEP200.

RXJ2328, Fig. 16: this cluster is detected at 5.5σ κ from WL and also has X-ray and optical counterparts. From the WL contours, it seems to be merging with an infalling group detected at 3.9σ κ in the south. However, this structure is not detected in X-rays or in the galaxy density map, suggesting that it is at a different redshift and, therefore, is not in interaction with RXJ2328. We note the presence of the Pegasus dwarf galaxy in the south that has been masked in our analysis, but could still bias our measurements. We find a WL mass of M NFW 500 = (3.7 ± 1.2) × 10 14 M h -1 70 .

CLJ0152, Fig. 17: this cluster is highly substructured and has several neighboring groups nearby, implying a complex recent merging history (e.g., Massardi et al. 2010). The cluster A69, page 15 of 25 A&A 590, A69 (2016) Fig. 15. Same as Fig. 9 for NEP200 on the three-color CFHT/MegaCam image. We expect 1.6 fake peaks above 3σ κ and 0.3 above 4σ κ in the displayed field (see Sect. 4.2 for details). is massive (M NFW 500 = (9.4 ± 3.1) × 10 14 M h -1 70 ) and rather elongated in a north-south direction (see structure 2 detected at 6.4σ κ ) and in a lesser extent in the east-west direction. Several structures are also detected in the south and are aligned horizontally: 3 (4.8σ κ ), 4 (6.6σ κ ), 5 (4.7σ κ ), and 6. Structures 3 and 4, and also possibly 5, are detected in X-rays, while 4 and 6 have optical counterparts. Structures detected in WL and X-rays have a high probability to be groups, while those detected through the galaxy density maps should be around the same redshift as CLJ0152. Given the extension of the galaxy density map compared to that of the main cluster, structure 3 is probably a foreground group. One possible explanation is that the cluster recently underwent a merging event with the group 4 that passed through CLJ0152 from the northwest to the southeast. Structure 2 would be a remnant of this merging, while 3 should not have taken part in that scenario. Also structure 6 could have been created in the same event or is now interacting with structure Fig. 17. Same as Fig. 9 for CLJ0152 on the r-band Subaru/Suprime-Cam image. We expect 4.4 fake peaks above 3σ κ and 1.1 above 4σ κ in the displayed field (see Sect. 4.2 for details).

4. An X-ray temperature map would be valuable to check the direction of the past merger events. MACSJ0717, Fig. 18: MACSJ0717 is famous for being one of the most massive clusters, as can be seen from its WL contours, which reach a significance of 10.9σ κ . We note also that it is strongly elongated toward a southeast structure noted 2 with a 8.2σ κ significance. Both structures are also detected from the optical density map (as in Kartaltepe et al. 2008), suggesting that they are at the same redshift, but only the main cluster is strongly emitting in X-rays. Structure 2 is thus poor in hot gas, which makes us think that it corresponds to a filament rather than a group that would have produced more hot gas in its formation. The absence of a BCG agrees with this idea. Structure 3 could also be a continuation of this filament. This filament was first studied by Jauzac et al. (2012) from composite HST data and later by Medezinski et al. (2013). We compared our WL contours with those from Jauzac et al. (2012), and found good agreement. Concerning the mass of the cluster, Zitrin et al. (2011) and Limousin et al. (2012) 

70 , in the first case, using the full distribution of photometric redshifts of the background galaxies and, in the second, the standard color-color cut, while we obtain

70 . We see that the mass estimates vary strongly for this cluster; we tend to find a lower value, but in any study (including ours) MACSJ0717 appears to be one of the most massive clusters. BMW1226, Fig. 19: this cluster is not detected through WL, probably because of its high redshift, z = 0.89, which decreases the number of background galaxies usable for the WL reconstruction. A large elongated structure (1) is detected, however, and could be a filament linked to BMW1226. It is detected at 5.6σ κ and has an optical counterpart such that is should not be too far from the cluster redshift. The small structure (2) west of the cluster is not very significant (2.9σ κ ) and is probably due to the noise in the convergence map reconstruction. This cluster was studied by Jee & Tyson (2009) under its other name, CLJ1226+3332. Using deep HST data, they manage to have a sufficient number of background galaxies to reconstruct the WL map around the cluster. However, the small field of view of the ACS camera does not allow them to study the filamentary structure that we see east of the cluster. MACSJ1423, Fig. 20: MACSJ1423 looks rather isolated on small scales with a good alignment between the WL, X-ray, and optical centers. Kartaltepe et al. (2008) also classified it as a relaxed cluster according to its optical contours. A small structure is detected northeast from WL but not from the optical data and should correspond to a group at a different redshift. The X-ray data come from Chandra in this case, so structure 2 has no X-ray imaging. This cluster has been studied in strong lensing by Zitrin et al. (2011) and also by Limousin et al. (2010) who found a single central mass component that agrees with our smooth contours. Applegate et al. (2014) of the background galaxies and, in the second, with the standard color-color cut. We note that our value of M NFW r < 1.5 Mpc h -1 70 = (7.9 ± 3.1) × 10 14 M h -1 70 is in good agreement with the one obtained with the color-color cut method that we used. MACSJ1621, Fig. 21: MACSJ1621 presents a large substructure (2: 5.9σ κ significance) that could be an infalling group. Another structure ( 3) is detected southeast at more than 5σ κ , and could be embedded in a filament linking it to the cluster, as suggested by the galaxy light density map. Structure 3 is also detected by von der Linden et al. ( 2014). An X-ray counterpart is only detected for the cluster and not for structure 2, and there is a good chance that this is part of the filament rather than an infalling group. The WL mass that we measure for this cluster agrees with the value of Applegate et al. (2014) 2) × 10 14 M h -1 70 . In the first case, using the full distribution of photometric redshifts of the background galaxies and, in the second, the standard color-color cut. However, we do not reproduce the high mass found in Hoekstra et al. (2015), i.e., M NFW 500 = (11.2 ± 2.5) × 10 14 M h -1 70 .

RXJ1716, Fig. 22: RXJ1716 (1:7.3σ κ ) shows a very elongated profile pointing toward two groups: 2 and 3 detected at 4.9 and 5.4σ κ , respectively. However, those structures are not detected in the galaxy density map and must then lie at a different redshift. The main cluster is also detected with the X-ray and galaxy density contours. The elongated structure to the northeast of the cluster is also seen in the WL reconstruction of Clowe et al. (1998). This is a massive cluster with M NFW 500 = (9.5 ± 3.2) × 10 14 M h -1 70 . MS2053/CXOSEXSI2056, Fig. 23: MS2053 is detected with a high level of significance: 8.7σ κ and with a mass of M NFW 500 = (6.4 ± 2.2) × 10 14 M h -1 70 . It is also detected in the X-ray and galaxy density contours. CXOSEXSI2056 is a smaller cluster detected at a 4.4σ κ significance and also presents an X-ray counterpart. It seems to be merging with a wide structure (3:4.5σ κ ) on the east and might also be linked to the small structure 4, but the significance of the latter structure remains low (3.2σ κ ) and it is more likely a fake peak due to noise. For this field we did not try to estimate the masses of each cluster by removing the contribution from the other, as we did for OC02, because the significance of their detections are too different. CXOSEXSI has little chance of significantly affecting the shear profile of MS2053, and on the contrary, removing such a big cluster as MS2053 would introduce another large bias in the mass estimate of CXOSEXSI. In addition, we did not compute any mass for this latter cluster.

General discussion

We summarize the structure detection in Table 5, where we show the average significance of the WL detection obtained from 100 realizations of the noise along with the percentage of realizations in which the structures are detected at more than 3σ above the map noise defined in Eq. ( 6). We also indicate for each structure whether it has X-ray and optical counterparts, and conclude with the current status of the cluster and possible presence of filaments.

The first conclusion from the study of this sample is that all the clusters appear very different, especially when considering their close environment. Several hypotheses made for the mass calculation are then questionable. Most of these clusters are not spherical and present either a preferential direction or several substructures. The NFW profile used in Sect. 4.3 seems simplistic compared to these results, and it appears very difficult to find a mass profile that fits every cluster, when extending to radii higher than the cluster core.
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Appendix A: Validating the PSF correction

In order to validate our PSF correction, we compute the autocorrelation functions of star ellipticities before and after correcting for the PSF (Fig. A.1), and we also compare the autocorrelation function of the shear to the cross-correlation function between the galaxy-corrected shears and the stellar ellipticities before correction (Fig. A.2). Results are shown for MACSJ0717 and RXJ2328, which correspond to the Subaru/Suprime-Cam and CFHT/Megacam data, respectively . The correlation functions are computed using the ATHENA software (Kilbinger et al. 2014;Schneider et al. 2002), from a 1 arcmin separation angle to 30 arcmin. C 1 and C 2 correspond to the rotated 1 and 2 components, i.e., when taking the correlation between a given pair, C 1 compares the shear that is tangential to the line connecting the pairs and C 2 is the 45 degree component. 

Appendix B: Shear profiles

In this section we present the shear profiles for every cluster. See Sect. 4.3 for details about how shear profiles are computed and how the NFW fit is performed.
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