Leya 
  

Image: Un crocodile est sur le point de manger un trou noir Le crocodile est coincé dans un trou noir ! Il a trouvé une idée il a demandé à quelqu'un: je veux un fauteuil. Il a cassé le trou noir avec le fauteuil ! Après il est allé chercher un bébé. Après il est allé voir le cheval et le renard, et à la fin, il a dit "Merci" à celui qui lui a donné le fauteuil.

Leya, 4 ans.

Picture: A crocodile is about to eat a black hole

The crocodile is trapped into a black hole ! He had an idea he asked someone: I want an armchair. He broke the black hole with the armchair ! After that he went to get a baby. After that he went to see the horse and the fox, and in the end, he said "Thanks" to the one who gave him the armchair.
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Abstract

The exact role of quasars during the Epoch of Reionization ( EoR) is an open question. They are usually thought to contribute mainly through their ionizing UV and X-ray emission, but the importance of their contribution is poorly constrained, and highly model dependent. In this manuscript I study the impact of quasars during the EoR, in four different wavelengths (radio, Lyman-α, Lyman continuum and X-rays).

I developed a halo finder which can be run on-the-fly in LICORICE, a number of companion tools and many of the routines used in processing the data from the 21SSD database. Finally I implemented a more realistic version of the stellar feedback for LICORICE, and I derived the equations for Ewald's summation of the quadrupoles.

Then I ran small scale simulations in order to study the escape fraction, but due to numerical issues with LICORICE, I had to turn to another subject. I developed a model for quasar UV, radio and X-ray emission, which is able to match observed luminosity functions in a broad range of redshifts. I predict that a shallow survey is needed in order to find quasars suitable for 21-cm forest observations, and that the radio background from quasars, at redshift ∼ 16, is orders of magnitude below the CMB, and thus cannot explain the results from the EDGES experiment.

I then present a new effect on the 21-cm signal observed against the CMB: a radioloud quasar can leave the imprint of its duty cycle on the 21-cm tomography. I apply this effect in a cosmological simulation and conclude that it is most likely negligible in an SKA-like field of view. For a ∼ 10 mJy quasar the effect is stronger though hardly observable at SKA resolution.

Then I study the contribution of the Lyman band (Ly-α to Ly-β) emission of quasars to the Wouthuisen-Field coupling. The collective effect of quasars on the 21-cm power spectrum is larger than the thermal noise at low k, though featureless. However, a distinctive pattern around the brightest quasars in an SKA field of view may be observable in the tomography, encoding the duration of their duty cycle. This pattern has a spectacularly high signal-to-noise ratio for the brightest quasar in a typical SKA shallow survey.

Finally, I present ongoing work on including the ionizing UV and X-ray contribution of the quasars in a self-consistent way. Taking duty cycles into account has never been done before, and this is allowed by the robustness of my model and the variety of tools I have developed. In particular we expect to see differences in the fluctuations of the X-ray heating, as well as in the sizes of the ionizing bubbles, or the power spectrum. 7

Context

In the past 10 years, observations of galaxies and even recently quasars have been able to glimpse into the Epoch of Reionization (EoR). Also, a lot of energy is being deployed in order to detect the 21-cm signal, which would allow to probe well into the EoR and the Dark Ages, and even led to a possible detection of the 21-cm signal by the EDGES experiment.

In parallel to this observational challenge, cosmological simulations are essential in understanding the EoR and predicting the 21-cm signal. However, modeling the EoR proved to be very challenging, as it would require in principle a resolution high enough to resolve at least all atomic cooling haloes (down to ∼ 10 8 M ), where most star formation is thought to take place, in boxes with sides of a few comoving Gpc in order to beat down cosmic variance. In addition, both hydrodynamics and radiation ought to be taken into account self-consistently in order to model the ionization field correctly, as the dynamic of the gas is influenced by radiative processes.

Due to limited computing power, all simulations rely on subgrid modeling of what cannot be resolved, one of which is the structure of the intra galactic medium. Indeed in cosmological simulations the internal structure of most galaxies, if not all, is only partially resolved, which results in an artificial decrease in the clumpiness of the interstellar medium. While this has little effect on the dynamic outside the galaxies, the photons that are produced inside the galaxies are faced with a very different distribution of neutral hydrogen that what they should, and the fraction of photons that escape into the inter-galactic medium (IGM) is different from what it should be.

And indeed, the fraction of photons escaping into the IGM is essential, as at a given SFR (which can be constrained by observations), it determines the rate at which the IGM is ionized, and thus the course of reionization. Experimental determination of the escape fraction in galaxies is challenging and uncertain, but observations seem to infer an escape fraction up to a few 10% at high redshifts.

In cosmological simulations, where the resolution is not sufficient, the escape fraction is usually very simply modeled by adding a constant ad-hoc factor in front of the luminosity of the stars in order to correct for this effect. However, different smaller scale studies showed that the escape fraction actually depends on the mass of the host 15 CONTEXT halo, the environment (mergers in particular), and is highly time-varying. While the mean value of the escape fraction is somehow degenerate with the star formation efficiency and the stellar emission model -if we only consider the photons that reach the IGM -adding a mass dependence to the escape fraction might considerably change the distribution of the sizes of ionized bubbles, and with it the power spectrum.

My first task was to study the distribution of the escape fraction as a function of mass, and its time variations, by running small scale simulations (in boxes of a few Mpc of side). I used the code LICORICE, which is particularly suited for that purpose, as it is a highly parallel code for cosmological simulations, and couples gravity with hydrodynamic and radiative transfer. Also, the ray-tracing algorithm used in LICORICE allows to calculate the escape fraction accurately and easily compared to moment-based methods.

For the purpose of my work, I developed and included a series of tools in LICORICE. First of all, I developed a halo finder for LICORICE, which was cruelly lacking: indeed, this tool is essential for studying the dependence of the escape fraction on the halo properties, as well as its time variation, but is also important for many other studies. I have carefully parallelized this halo finder so that it can be run on-the-fly in cosmological simulations, and I also developed additional tools such as a merger tree, in order to track haloes through episodes of merging or accretion, and an imaging procedure allowing to create maps of the different haloes on the fly. Then, as supernovae feedback is crucial in determining the escape fraction, and as the timing between star formation and supernovae feedback is critical, I implemented time-dependant supernovae feedback, and I improved the existing prescription for stellar luminosity in order to take into account the actual star formation history.

With all those tools, I was now ready to launch the first high resolution simulations. While I managed to get some preliminary results in intermediate resolution simulations ((10 Mpc) 3 , 512 3 ), it soon became clear that something was wrong when I tried to run higher resolution simulations ((10 Mpc) 3 , 1024 3 ). Indeed, LICORICE had not yet been tested in this regime where low mass haloes are resolved, and I never managed to complete the simulations, as the computing time would become prohibitive after reaching a few percents of reionization. This problem has only recently been corrected, and was caused by an unreasonable number of updates of the ionization field at each timestep, inside ionized bubbles. Even though I have not yet completed this part, thanks to the tools I have developed, LICORICE is now well equipped to study the escape fraction, as well as many other subjects.

Instead, I delved into another subject, that was initially thought as a small detour while LICORICE was being fixed, but I pushed it so far that it became the core of my thesis. It all started from the idea that the 21-cm emission of a radio-loud quasar might influence the spin temperature, and with it the 21-cm signal. Preliminary work by Clement Hottier in idealized setups showed that it might produce a detectable effect, and this result had to be confirmed in a realistic setup. But before that, I had to undertake an important amount of programming and modeling.

The beginning of this work coincided with the generation of the 21SSD database. At that point, LICORICE only generated raw particle lightcones, and a suite of routines had to be developed in order to extract information from it, and in particular gridded lightcones of the 21-cm signal, which are essential for taking into account the effect of radial velocities and calculating the power spectrum. For the purpose of my work, I would need to use and adapt those routines, so I was naturally given the task of developing them. I thus took part to the 21SSD project by developing a complete suite of programs, whose main task is to convert the raw particle lightcones, as well as the snapshots from the Lyman-α simulation, and produce gridded lightcones of the different basic quantities (density, temperature, ionization fraction, x α , δT B ). I also included another routine for calculating the power spectra, and adapted an existing routine to add the thermal noise expected from a typical observation with the SKA. This gave rise to a publication as co-author in MNRAS.

Then in order to assess the effect of quasars on the 21-cm signal, I developed a model for quasar UV and 21-cm emission, which matches well the observed luminosity functions over a wide range of redshifts. This model allowed me to predict the abundance of high redshift quasars suitable for 21-cm forest, as well as the mean radio background at high redshift.

Then I included the contribution of the quasars to the 21-cm signal in the suite of programs introduced above, and computed the impact of the 21-cm emission of the quasars on the tomography for different setups, which proved non negligible, but most probably not observable by the SKA.

Just when we were about to publish those results, we decided to study the impact of the Lyman-α emission of the quasars, whose effect was easily introduced as I had already a model for quasar UV emission. This effect proved to be considerably higher, and we could even expect a spectacular detection of this effect, for the brightest quasar in the available sky for the SKA, leading to a precise determination of the quasar's duty cycle.

The study of those effects gave rise to a publication as first author in MNRAS. Finally, the natural continuity of my work was to study the ionizing radiation of the quasars. I thus pushed my quasar model a little further, in order to predict the X-ray emission of the quasars, which allowed me to predict both UV and X-ray luminosity for a given quasar in active mode.

Contrary to the other effects, which are determined by the instantaneous radio or Lyman-α fluxes, the ionizing radiation acts in a cumulative way. Also, as ionizing radiation exerts feedback on the dynamic, it cannot be treated as post-treatment and required to model the quasars on the fly. This is thus the consecration of my work: I had to combine all the tools I developed with my model for quasar emission, in order to CONTEXT implement the X and UV radiation from the quasars. This work is still under way, but as a natural continuation of the precedent work, it should also give rise to a publication. Indeed, this is a novel approach compared to the usual implementation of UV and X-ray in numerical simulations, which does not take into account the timing of the quasars duty cycles, and usually considers that the luminosity is proportional to the SFR.

In chapter 1 I wrote an introduction on the different subjects that I will treat in my thesis. Starting with generalities on the Epoch of Reionization (section 1.1), I then move to the 21-cm signal (section 1.2), presenting both the theory of the 21-cm emission and the basics of radio interferometry. Then, as one of the pillars of my work, I dedicate the last section of the introduction (section 1.3) to the Active Galactic Nuclei.

In chapter 2, after taking a closer look at the different techniques used in numerical simulations (section 2.1), I present the code LICORICE that I extensively used or relied Chapter 1 Introduction 1.1 The Epoch of Reionization (EoR)

1.1.1 The story of how a proton met an electron At z ∼ 1000, that is around 0.4 Myr after the Big Bang, the expansion of the universe allowed the formation of neutral hydrogen: this is the epoch of recombination. In the absence of sources of radiation or heat, the recombination of hydrogen goes unchallenged, and more than 90% of the hydrogen has recombined by z = 1100. The photons from the cosmic microwave background (CMB), produced in a dense and fully ionized universe and that were previously unable to propagate due to Thomson scattering off free electrons, now evolve in a universe with a constantly decreasing number density of electrons. A few of them are scattered off the remaining free electrons, but most of them are not and the universe is filled with photons from the CMB whose light reaches us.

After the epoch of recombination, begin the dark ages: except from the CMB, no more light is to be produced in the universe before the formation of the first sources at z ∼ 20 -30. As the universe expands, the perturbations of the density field grow linearly with the expansion factor a. However, the remaining free electrons from the hydrogen that has not yet recombined couple with the photons from the CMB through Thomson scattering. As a result, the baryonic matter temperature remains coupled with the CMB, and decreases as a -1 . This is true down to z 150, but as the universe continues its expansion, the number density of free electrons decreases and with it the intensity of the coupling. After some time baryonic matter decouples completely from the CMB, and begins an almost adiabatic evolution, its temperature decreasing as a -2 . During the same epoch, the typical recombination time in the IGM constantly increases and becomes comparable to the Hubble time. As a result, recombination becomes negligible in the diffuse IGM, leaving an average ionized fraction of x ion ∼ 2 × 10 -4 .

19 Then, at z ∼ 20 -30, real action happens in the universe, when the gravitational collapse of the high density regions triggers the creation of the first sources, the socalled Pop. III stars. Those first sources emit most of their light above the hydrogen ionization threshold (13.6eV), but in dense regions, the hydrogen quickly recombines, which makes it difficult for the ionizing radiation to escape in the IGM. However, for the sources whose ionizing radiation reaches the diffuse IGM, where recombination is negligible, their ionized bubbles will grow unchallenged.

The first population of stars enriches its surroundings with metals, and is quickly replaced by Pop II stars. The presence of metals, along with the increasing mass of the galaxies, brings always more stars to the party. Also, the apparition of the first AGNs introduce a new source of ionizing photons. The ionizing radiation, whether stellar or from AGNs, progressively makes his way through the IGM, and the volume averaged ionization fraction increases exponentially until all but the densest regions are ionized at z ∼ 6.

Cooling of the gas, and formation of the first stars

When the density perturbations reach the order of unity, they eventually decouples from the Hubble flow and collapse non linearly. The non spherical symmetry of the collapsing clouds prevents it from collapsing to a point, and the halo reaches virial equilibrium after some violent phase mixing. The gas in particular considerably heats up, either adiabatically or by shock heating. Then, unless it is sufficiently cooled by another mechanism, the gas remains in hydrostatic equilibrium and no stars are formed.

Fortunately the story does not end here. The main cooling mechanism in the high redshift universe is atomic cooling. There are four types of atomic cooling resulting from the interaction of a free electron with an atom or ion. It results either in a loss of kinetic energy, or in the emission of a photon (which will not be reabsorbed in the galaxy).

1. free-free (brehmsstrahlung): a free electron is accelerated by an ion, and the accelerated charge emits a photon.

2. free-bound (recombination): a free electron recombines with an ion: the binding energy as well as the free electron's kinetic energy is radiated away.

3. bound-free (collisional ionization): the impact of a free electron ionizes a neutral atom, taking kinetic energy from the electron. This kinetic energy will later be radiated away as the atom recombines.

4. bound-bound (collisional excitation): the impact of a free electron brings the atom in an excited state. The atom will then emit a photon as it decays. Before the formation of the first sources, only hydrogen and helium participate in the atomic cooling. But as the first generation of stars burst into supernovae and enrich the IGM, metals have to be reckoned with. In figure 1.1 is presented the cooling function Λ without photo-ionization, that is the amount of thermal energy radiated away per unit time, divided by the number density of hydrogen.

From this figure, one can see that below 10 4 K, which corresponds to the temperature at which collisional ionization becomes efficient, atomic cooling is completely inefficient. Indeed, it requires the presence of free electrons, that is of ionized matter. In dense regions the recombination time is small, and if the temperature is not high enough for collisional ionization, the atoms remain desperately neutral. One can also see that at temperature close to 10 4 K, it is mainly the atomic hydrogen (through collisional excitation) that contributes to atomic cooling, independantly of the metallicity. However, as the temperature increases, and up to T ∼ 10 7 K, the influence of metals becomes dominant, up and above an order of magnitude at solar metallicity. For T > 10 7 K, the cooling is dominated primarily by brehmsstrahlung over He + .

One can get a rough estimate of the temperature of the gas assuming the system to be in virial equilibrium [START_REF] Bromm | Formation of the first stars[END_REF]:

T vir = 10 4 K M h 10 7 M 2/3 1 + z 20 (1.1)
That means that at z = 20, atomic cooling can bring the temperature below the virial temperature only for haloes with mass greater than 10 7 M . As a corollary, in a minihalo of mass 10 6 M at z = 20, atomic cooling is inefficient and will not allow the formation of stars.

Below 10 4 K, the main coolant becomes molecular hydrogen [START_REF] Abel | Modeling primordial gas in numerical cosmology[END_REF]): its vibrational and rotational transition are excited by collisions with H, and decay by the emission of radiation. The physics of H 2 formation and cooling is much more complicated than that of atomic cooling, and I will only give a brief outline (see Ciardi andFerrara 2005 or Benson 2010 for a more detailed treatment). The main channel in primordial gas (that is, in absence of dust) for the formation of H 2 , first discovered by [START_REF] Mcdowell | On the formation of H2 in H I regions[END_REF], uses free electrons as catalysts. As a result, the presence of a residual population of free electrons in the IGM allows the formation of an H 2 population. A sufficient H 2 population, such as the one found by [START_REF] Latif | The Formation of Massive Population III Stars in the Presence of Turbulence[END_REF] at z ∼ 20, in simulated mini haloes between 1.3 × 10 5 M and 1 × 10 6 M , is able to cool the gas down to ∼ 200 K and density ∼ 1 × 10 4 cm 3 . At this point the cooling by H 2 become less efficient (see figure 1.2, taken from [START_REF] Bromm | The Formation of the First Stars. I. The Primordial Star-forming Cloud[END_REF].

However, even in absence of UV radiation, molecular hydrogen can be destroyed by free protons or free electrons, which sets a minimal the mass for star-forming haloes around 10 5 M [START_REF] Ahn | Does radiative feedback by the first stars promote or prevent second generation star formation?[END_REF]Wise and Abel 2007).

Stellar feedback

The first stars to appear, in an almost metal-free environment, are called Pop. III stars. Due to low metallicity, the Pop. III are stars biased toward high masses stars, and at the same mass they are brighter and smaller than Pop I/II stars [START_REF] Greif | The numerical frontier of the high-redshift Universe[END_REF]. Those stars are short lived, and emit a large fraction of their radiation above the ionizing threshold, considerably affecting the processes presented in section 1.1.2 through photo-ionization and photo-dissociation. The Pop. III stars also emit a large number of Lyman-Werner photons (that is between 11.2eV and 13.6eV), which are just below the ionization threshold for hydrogen and can thus escape easily in the IGM. Those photons can photo-dissociate H 2 in the immediate vicinity of the star, or even at large distances through the build-up of a LW background. In presence of an average Lyman-Werner flux F LW , Wise and Abel 2007 derived the minimum mass by for a halo to be able to cool 4% of its baryons: M crit = 2.5 × 10 5 + 1.7 × 10 6 F LW 10 -21 erg s -1 cm -2 Hz -1 0.47

M (1.2)
The naive view is that the very first stars to form (called Pop. III.1 stars) in minihaloes send massive amount of LW radiation in the IGM, which photo-dissociates H 2 in the IGM and in mini-haloes, preventing subsequent star formation in mini-haloes. The next generation of stars (Pop. III.2) would appear in atomic cooling haloes (that is with T vir ≥ 10 4 K) where the ISM is still metal-free. The LW flux of a bright neighbour may also prevent molecular cooling in the mini-halo until it reaches the required mass for atomic cooling, but this is probably not the case for all mini-haloes. For instance, Ahn and Shapiro 2007 studied with 1D numerical simulations the photo-evaporation and photo-dissociation of a mini-halo by a bright neighbour. They showed that the column density of H 2 , either intrinsic to mini-halo, or stimulated by the ionization front, shield the core from the LW radiation. In many cases, the short life of the massive Pop. III stars is not enough to photo-evaporate the neighbouring halo, and even in some cases the shock at the ionization front boosts H 2 formation, leading to a direct collapse. Similar results have been found in more complex 3D simulations by [START_REF] Susa | Formation Criteria and the Mass of Secondary Population III Stars[END_REF] or [START_REF] Whalen | Radiative and Kinetic Feedback by Low-Mass Primordial Stars[END_REF]. The general idea reviewed in Greif 2015 or [START_REF] Ciardi | The First Cosmic Structures and Their Effects[END_REF] is that at z ∼ 20, the background LW flux (of order 10 -23 erg s -1 cm -2 Hz -1 sr -1 ) is too small to quench the star formation in mini-haloes. However, for stronger intensities, in particular when experiencing the UV influence of bright neighbours, mini-haloes can be prevented from forming stars, or even photo-evaporated. Also, except for very high LW fluxes, H 2 can also form in atomic cooling haloes and contribute non-negligibly to cooling.

Photo-ionization

For simplicity in this paragraph, I will only speak about the ionization of hydrogen.

Contrarily to the LW radiation, which primarily interact with H 2 , ionizing UV radiation will interact with any neutral hydrogen atom. As a result, the mean free path, that is the average distance a photon can travel before being absorbed is considerably shortened.

A precise fit of the hydrogen cross section for photo-ionization can be found in [START_REF] Verner | Atomic Data for Astrophysics. II. New Analytic FITS for Photoionization Cross Sections of Atoms and Ions[END_REF]. However, it can usefully be approximated as [START_REF] Madau | The Intergalactic Medium[END_REF]:

σ(ν) = σ L ν ν L -3
(1.3) with σ L = 6.3 × 10 -18 cm 2 and ν L is the frequency corresponding to the ionization threshold of hydrogen (hν L = 13.6 eV). Using Planck Collaboration et al. 2016a cosmology and neglecting Helium, one can determine that the mean number density of hydrogen in the universe (n H ) at redshift 20 and 10 are respectively of 1.1 × 10 -3 cm -3 and 1.7 × 10 -4 cm -3 . The mean free path of photons just over the ionization threshold can then be expressed as l = (σ L n H ) -1 , with l 0.2 ckpc at z = 20 and l 1.7 ckpc at z = 10. This means that ionizing UV photons cannot enter a significantly neutral region before it is completely photo-ionized. This creates ionized bubble with sharp ionization fronts that progressively grow out of the galaxy into the IGM. However, the hydrogen atoms can recombine by emitting non ionizing radiation (recombination cascade), which consumes ionizing photons and can even stall the ionization fronts. The "case A" (that is without any approximation) recombination rate of hydrogen α A (T ) can be calculated using fits from [START_REF] Pequignot | Total and effective radiative recombination coefficients[END_REF]. Assuming a temperature of the ionized IGM of 2 × 10 4 K (McQuinn 2012), we can deduce the recombination rate of the IGM: that from the epoch of the first sources, at z = 20 -30, up to the end of reionization at z ∼ 6, the typical recombination time is comparable to the Hubble time. Assuming an homogeneous IGM, that means that once the ionizing photons have reached the IGM, then the ionization fronts won't stall and recombination will be small. However, the clumpiness of the IGM might considerably alter this statement: the small neutral clumps in the IGM, otherwise called Lyman limit system (LLS), have a higher recombination rate, and can undermine the reionization process by consuming ionizing photons (e.g. [START_REF] Haardt | Radiative Transfer in a Clumpy Universe. IV. New Synthesis Models of the Cosmic UV/X-Ray Background[END_REF]. This effect is particularly important after the ionization fronts started to overlap: even inside ionized regions, the photon mean free path could be reduced down to only a few tens of Mpc (McQuinn et al. 2011).

t rec (z) = 1 α A (T )n H (z) (1.
Another important effect of the ionizing radiation is that it can prevent star formation inside the host galaxy or in neighbouring galaxies. Indeed, if the ionization front reaches a galaxy, it will progressively ionize the gas and heat it above 10 4 K. For mini-haloes, with virial temperature below 10 4 K, this means that the gas is progressively photo-evaporated from the galaxy. Inside the galaxy, the ionizing radiation will prevent the cooling of the gas. Indeed, in addition to increasing the temperature of the gas, it decreases the amount of neutral hydrogen and undermines the atomic cooling by reducing the amount of collisional excitation [START_REF] Wiersma | The effect of photoionization on the cooling rates of enriched, astrophysical plasmas[END_REF].

Escape fraction

In order to reach the IGM, the ionizing UV radiation must first escape its immediate environment. If we consider a molecular cloud, with a density of 100 cm -3 , the recombination time drops down to one thousand years at z = 10, and we can see that these regions will be big photon consumers, and could very well absorb most of the ionizing radiation. The escape fraction f esc of a given galaxy is defined as the ratio of the escaped luminosity (at a certain radius from the galaxy, usually R vir ) with the total emitted luminosity. The question of the escape of ionizing radiation is complex: it may depend on the timing between stars and supernovae, the intrinsic gas content of the galaxy, the SFR etc. Different estimates of f esc have been made from direct (e.g. [START_REF] Nestor | A Refined Estimate of the Ionizing Emissivity from Galaxies at z 3: Spectroscopic Follow-up in the SSA22a Field[END_REF][START_REF] Mostardi | A High-Resolution Hubble Space Telescope Study of Apparent Lyman Continuum Leakers at z ∼ 3[END_REF][START_REF] Smith | Hubble Space Telescope Wide Field Camera 3 Observations of Escaping Lyman Continuum Radiation from Galaxies and Weak AGN at Redshifts z ∼ 2.3 -4.1[END_REF] or indirect observations [START_REF] Wyithe | Determining the escape fraction of ionizing photons during reionization with the GRB-derived star formation rate[END_REF]. In both cases, the predicted escape fractions range from a few percents to a few 10%.

The same range of predicted escape fractions can be found in numerical simulations. The general trend, even though not all authors agree with it [START_REF] Gnedin | Escape of Ionizing Radiation from High-Redshift Galaxies[END_REF][START_REF] Wise | Ionizing Photon Escape Fractions From High-Redshift Dwarf Galaxies[END_REF], is that the escape fraction decreases with increasing halo mass [START_REF] Yajima | Escape fraction of ionizing photons from high-redshift galaxies in cosmological SPH simulations[END_REF][START_REF] Wise | The birth of a galaxy -III. Propelling reionization with the faintest galaxies[END_REF][START_REF] Paardekooper | The First Billion Years project: the escape fraction of ionizing photons in the epoch of reionization[END_REF]Xu et al. 2016a, see also figure 2.11), with a strong scatter at small mass, which also decreases with increasing halo mass. The scatter can be partly explained by a time variability of the escape fraction. Indeed, it has been shown [START_REF] Wise | The birth of a galaxy -III. Propelling reionization with the faintest galaxies[END_REF][START_REF] Trebitsch | Fluctuating feedback-regulated escape fraction of ionizing radiation in low-mass, high-redshift galaxies[END_REF][START_REF] Rosdahl | The SPHINX Cosmological Simulations of the First Billion Years: the Impact of Binary Stars on Reionization[END_REF] Figure 1.3: This figure is adapted from [START_REF] Wise | The birth of a galaxy -III. Propelling reionization with the faintest galaxies[END_REF] represents the time evolution of the biggest halo in their simulation. We can see that the escape of ionizing photon is highly anisotropic, and that sudden starbursts trigger a peak in the escape fraction. that a sudden starburst can trigger a peak in the escape fraction. As a result, the escape fraction can vary by orders of magnitude in a few Myr, thus resulting in an important scatter between haloes at a fixed time. In those simulations, the ionizing radiation usually escapes through specific channels of low HI column densities: either because supernovae or radiation have blown the gas away, or because the high luminosity ionized the surrouding gas, thus allowing radiation to escape. Figure 1.3 illustrates the time variability of the escape fraction, its correlation with the SFR and its highly anisotropic angular distribution.

Supernovae

Stars with solar masses above 8 M finish their life as supernovae. Most of them are type II supernovae, which release around 10 51 erg of kinetic energy into the surrounding gas. These explosions could in principle blow away the gas from the galaxy, or even completely strip the galaxy from its gas. However, as reviewed by Ciardi andFerrara 2005 or Greif 2015, it seems that objects with masses over 5 × 10 6 M won't experience a complete blowaway, and even for those objects, only a pair-instability supernova from a very massive star (250M , E 10 53 erg) could completely strip the gas from the galaxy, while a typical type II supernovae would only affect a small proportion of the halo [START_REF] Bromm | The First Supernova Explosions in the Universe[END_REF][START_REF] Greif | The First Supernova Explosions: Energetics, Feedback, and Chemical Enrichment[END_REF]). Also, it seems that only a fraction of the supernovae energy is available as kinetic energy, the rest being radiated away (Mori et al. 2002). In any case, the supernovae explosions blow the gas away from the star forming region, effectively suppressing star formation until the gas collapses again, in 10-100 Myr, depending on the strength of the explosion. Also, and maybe most importantly, the supernovae bring metals to the party. The first generation of stars enriches the galaxy and its surroundings, and after 10 to 100 Myr (depending on the mass of the Pop. III progenitor), the ejected gas collapses back and allows the formation of the next generation of stars, usually Pop II stars (Jeon et al. 2014b). The presence of metals in the molecular clouds changes the rules for collapse and fragmentation, and the resulting IMF is less biaised toward high masses [START_REF] Bromm | Formation of the first stars[END_REF], which changes the production of ionizing photons per unit of stellar mass formed. The supernovae explosions are such that in the galaxies with masses below a few 10 6 M , they can bring enriched gas into the IGM, but the enriched gas does not travel far into the IGM before it begins to fall back [START_REF] Muratov | Revisiting the First Galaxies: The Effects of Population III Stars on their Host Galaxies[END_REF]). In the more massive galaxies, the enriched gas remains within the virial radius, but inside the galaxy metal enrichment follows an "inside-out" paradigm: metals are expelled from dense clumped regions into low-density region, which can in turn enrich other dense regions the by so called gravitational enrichment [START_REF] Maio | The interplay between chemical and mechanical feedback from the first generation of stars[END_REF]. As can be seen in figure 1.4 (which is a reproduction of figure 1 of [START_REF] Wise | The Birth of a Galaxy: Primordial Metal Enrichment and Stellar Populations[END_REF], the resulting metal enrichment in the universe is highly inhomogeneous, and under-dense regions might remain metal-free and host Pop. III star formation until late in the reionization.

X-rays

X-rays behave very differently than ionizing UV photons. Indeed, as we saw in section 1.1.3 the ionizing cross section of hydrogen drops steeply with increasing frequency. At those energies, the approximation used in equation 1.3 still holds, at a few percents, and the mean free path of X-ray photons at z = 10 becomes:

l = 18 cMpc E 0.3 keV 3 (1.5)
This means that contrarily to UV photons, ionization by X-ray photons is pervasive: photons can reach far into the neutral IGM before being absorbed, heating and ionizing all of the universe at once. However, the assumption that the X-rays heat the IGM uniformly is too simplistic. Indeed, it has been shown that the heating by X-rays present non negligible fluctuations, due to the clustering of the sources and the 1/r 2 decrease [START_REF] Pritchard | 21-cm fluctuations from inhomogeneous X-ray heating before reionization[END_REF][START_REF] Ross | Simulating the impact of X-ray heating during the cosmic dawn[END_REF]. Also, Semelin 2016 find that soft X-ray self-shielding has an impact on the predicted 21-cm signal.

What are the main sources of X-rays and their effect on reionization is still an open question (McQuinn 2012). X-rays can be generated by early quasars [START_REF] Grissom | On the contribution of active galactic nuclei to reionization[END_REF], hot supernovae remnants [START_REF] Oh | Reionization by Hard Photons. I. X-Rays from the First Star Clusters[END_REF], high mass X-ray binaries [START_REF] Linden | The Effect of Starburst Metallicity on Bright X-ray Binary Formation Pathways[END_REF]Jeon et al. 2014a) or mini-quasars (small accreting black holes from massive Pop. III stars, [START_REF] Madau | Early Reionization by Miniquasars[END_REF]. It is generally admitted [START_REF] Baek | Reionization by UV or X-ray sources[END_REF][START_REF] Grissom | On the contribution of active galactic nuclei to reionization[END_REF]Jeon et al. 2014a, and others) that X-rays are not the main contributors to reionization. However, their early contribution to reionization can reduce the clumpiness of the IGM, and thus help the propagation of ionization fronts (Jeon et al. 2014a). X-rays could also in principe delay star formation in minihaloes by photo-dissociating H 2 .

Observational constraints

Optical depth of Thomson scattering from the CMB At z ∼ 1100, the hydrogen in the universe becomes mostly neutral, and the CMB photons can travel large distances without being Thomson-scattered off the remaining free electrons. As the universe expands, the universe becomes more and more transparent for CMB photons, until the onset of reionization. The number density of free electrons then increases exponentially until z ∼ 6 when all the hydrogen and helium in the IGM are ionized. Finally, the second helium reionization is thought to happen between z ∼ 4.4 and z ∼ 3 [START_REF] Becker | Detection of extended He II reionization in the temperature evolution of the intergalactic medium[END_REF], after which no more free electrons are to be released into the IGM. Thanks to the expansion of the universe, which decreased the mean number density of hydrogen by several orders of magnitude, the fully ionized IGM is not opaque to CMB photons as it was at z > 1000 and around 90% of the CMB photons make it to us without being Thomson scattered.

The corresponding optical depth τ, called the Thomson optical depth, gives us an information about the integrated ionization history of the universe. Indeed, assuming the universe to be uniform, the Thomson optical depth can be expressed as:

τ = 1 a rec σ T n e (a) c aH(z) da (1.6)
where σ T = 6.65 × 10 -25 cm 2 is the Thomson scattering cross-section, and

n e (a) = (Y H x H I I + Y He x HeII + 2Y He x HeIII ) 3H 2 0 8πGm H a 3 (1.7)
where Y H and Y He are respectively the cosmic hydrogen and helium mass fraction (around respectively 0.75 and 0.25). The contribution to τ after reionization is quite straightforward, since the number density of free electrons simply follows the expansion of the universe. Similarly, the number density of free electrons during the dark ages is quite well constrained by cosmological models. However, the contribution to τ of the EoR is completely dependant on the ionization history, and the determination of τ will give us information about that period.

The Thomson scattering of the CMB photons off electrons introduces a polarization signal in the CMB spectrum. This polarization has been measured successively by the WMAP experiment [START_REF] Hinshaw | Nine-year Wilkinson Microwave Anisotropy Probe (WMAP) Observations: Cosmological Parameter Results[END_REF] and by the Planck mission (Planck Collaboration et al. 2016b). The last determination of τ from Planck Collaboration et al. 2016b gives τ = 0.055 ± 0.009, which is considerably smaller than that determined by [START_REF] Hinshaw | Nine-year Wilkinson Microwave Anisotropy Probe (WMAP) Observations: Cosmological Parameter Results[END_REF] this pushes the end of reionization to lower redshift. If we consider a simple toy model in which we neglect the contribution of the dark ages, and suppose that the reionization of hydrogen and helium is instantaneous at z re , we find z re 7.4 ± 0.9. Assuming an second helium recombination at z 3.5 as in Planck Collaboration et al. 2016c reduces this value down to 7.7 ± 0.9. We can see that this is inconsistant, even though less dramatically than with the previous WMAP9 estimates, with the observational constraints presented below, that pinpoint the end of reionization a z ∼ 6 (see figure 1.6). Instead, it favors a gradual reionization. Authors have tried to extract more information about the polarization data from Planck Collaboration et al. 2016a. For instance, analysing the polarization spectrum, Heinrich et al. 2017 find evidence for a z > 15 component to τ, and this claim is marginally confirmed by another model from Hazra and Smoot 2017. However, these results are debated by [START_REF] Villanueva-Domingo | Was there an early reionization component in our universe?[END_REF] who find that more complicated scenarios are not more favored than classical ones, and claim that there is nothing more to do than to wait for upcoming analysis of the Planck polarization data.

The Gunn-Peterson effect in QSO spectra

As first noticed by [START_REF] Gunn | On the Density of Neutral Hydrogen in Intergalactic Space[END_REF], at high redshift, the luminosity emitted between Ly-α and Ly-limit will travel through the IGM unchallenged, until it is redshifted in the core of the Ly-α line. Then, if a sufficient number density of neutral hydrogen exists, the photon will be scattered out of line of sight. That means that this effect can be used as a probe for the neutral fraction of hydrogen in the universe. The Gunn-Peterson optical depth in a homogeneous IGM can be written [START_REF] Becker | Evidence for Reionization at z ∼ 6: Detection of a Gunn-Peterson Trough in a z=6.28 Quasar[END_REF]:

τ GP = 3.6 × 10 5 h -1 Ω m 0.308 -1/2 Ω b h 2 0.022 1 + z 7 3/2 x HI (1.8)
where x HI is the fraction of neutral hydrogen. We can see that due to the large cross section of the Lyman-α line, the typical optical depth is very high, and it can only probe neutral fractions up to 10 -4 -10 -5 , above which the effects saturates.

As a result, [START_REF] Gunn | On the Density of Neutral Hydrogen in Intergalactic Space[END_REF] predicted that astronomers should see a trough in the spectrum of high redshift objects, as presented in figure 1.5, because of the remaining neutral hydrogen along the line of sight. The discovery of z > 5.7 quasars by the Sloan Digital Sky Survey (SDSS, [START_REF] York | The Sloan Digital Sky Survey: Technical Summary[END_REF] allowed considerable progress in this subject. [START_REF] Fan | Constraining the Evolution of the Ionizing Background and the Epoch of Reionization with z˜6 Quasars. II. A Sample of 19 Quasars[END_REF] present the observation of 19 6.42 > z > 5.74 quasars from the SDSS, an conclude that the fraction of neutral hydrogen at z 6 is already very low (around 10 -4 -10 -5 ). Also McGreer et al. 2015, looking for "dark gaps" in z 6 QSO spectra, find model-independant evidence that reionization was well under way at z 5.9, with neutral fraction below ∼ 0.11 (at 1 -σ). These results are strong evidence for a (almost) complete reionization at z 6.

Lyman-α emitters

The Ly-α line emission from the young stars can be absorbed by neutral hydrogen in the immediate vicinity of the stars, or by the neutral IGM surrouding the galaxy. As a result, at a given redshift z, only a fraction x Lyα (z) of the galaxies present Ly-α emission. In the nearby universe, this fraction is very low, even though the IGM is fully ionized, but it increases dramatically at higher redshifts [START_REF] Hayes | Lyman Alpha Emitting Galaxies in the Nearby Universe[END_REF]. At z = 6, this fraction reaches ∼ 50% [START_REF] Stark | Keck Spectroscopy of Faint 3>z>7 Lyman Break Galaxies: A High Fraction of Line Emitters at Redshift Six[END_REF], but it has already dropped down by a factor of a few at z = 7 [START_REF] Treu | Inferences on the Distribution of Lyα Emission of z ˜7 and z ˜8 Galaxies[END_REF][START_REF] Pentericci | New Observations of z ˜7 Galaxies: Evidence for a Patchy Reionization[END_REF][START_REF] Zheng | First Results from the Lyman Alpha Galaxies in the Epoch of Reionization (LAGER) Survey: Cosmological Reionization at z ∼ 7[END_REF]. This sharp drop in the fraction of Lyman-α emitting galaxies is probably caused by the increasingly neutral IGM. Indeed, as we saw, if the galaxy is surrounded by even a tiny fraction of neutral hydrogen, its Ly-α emission will be completely suppressed. However, if the galaxy is inside a sufficiently large ionized bubble the Ly-α emission will be redshifted out of the core of the line before reaching the neutral IGM. The fraction of Lyman-α emitters in galaxies then gives us information about the distribution of ionized bubbles. [START_REF] Schenker | Line-emitting Galaxies beyond a Redshift of 7: An Improved Method for Estimating the Evolving Neutrality of the Intergalactic Medium[END_REF] use this effect to derive constraints on the neutral fraction, and find a neutral fraction x HI = 0.34 +0.09 -0.12 at z ∼ 7, and x HI > 0.65 at z ∼ 8. [START_REF] Konno | SILVERRUSH. IV. Lyα luminosity functions at z = 5.7 and 6.6 studied with ∼1300 Lyα emitters on the 14-21 deg 2 sky[END_REF][START_REF] Zheng | First Results from the Lyman Alpha Galaxies in the Epoch of Reionization (LAGER) Survey: Cosmological Reionization at z ∼ 7[END_REF] find the same kind of constraint, with respectively x HI = 0.3 ± 0.2 at z = 6.6 and x HI = 0.4 -0.6 at z = 7 but [START_REF] Ouchi | Systematic Identification of LAEs for Visible Exploration and Reionization Research Using Subaru HSC (SILVERRUSH). I. Program strategy and clustering properties of ∼2000 Lyα emitters at z = 6-7 over the 0.3-0.5 Gpc 2 survey area[END_REF] infer a slightly smaller value of x HI = 0.15 ± 0.15 at z = 6.6.

Lyman-α damping wings

In the case of a galaxy surrounded by a mainly neutral IGM, all emission blueward of the Ly-α line will be absorbed. However, the cross section of the Ly-α line is so large, that even photons redward of the line might be scattered in the wings of the line, resulting in a damping of the emission redward of the Ly-α line [START_REF] Iliev | The effect of the intergalactic environment on the observability of Lyα emitters during reionization[END_REF]. The cross section in the wings being smaller than that in the core, it can probe higher neutral fractions. This effect has been successfully used by [START_REF] Schroeder | Evidence of Gunn-Peterson damping wings in high-z quasar spectra: strengthening the case for incomplete reionization at z ∼ 6-7[END_REF] on three SDSS quasars at z = 6.24 -6.42. With a more complex modeling than [START_REF] Mesinger | Constraints on Reionization and Source Properties from the Absorption Spectra of z > 6.2 Quasars[END_REF], who studied the same quasars, they infer an ionized fraction over 10% at that epoch. Up to now, there is only two observations of z > 7 quasar: the z 7.1 object ULASJ1120+0641 [START_REF] Mortlock | A luminous quasar at a redshift of z = 7.085[END_REF], and the recently discovered z 7.5 object J1342+0928 [START_REF] Bañados | An 800 million solar mass black hole in a significantly neutral universe at redshift 7.5[END_REF]. By applying a new Ly-α emission line reconstruction method (Greig et al. 2017b) on ULASJ1120+0641, Greig et al. 2017a infer a neutral fraction x HI = 0.4 +0.21 -0.19 at z ∼ 7.1. [START_REF] Bañados | An 800 million solar mass black hole in a significantly neutral universe at redshift 7.5[END_REF], using more standard procedures for estimating the Ly-α emission, find a neutral fraction x HI = 0.55 +0.22 -0.17 at z = 7.5. [START_REF] Davies | Quantitative Constraints on the Reionization History from the IGM Damping Wing Signature in Two Quasars at z > 7[END_REF] reexamined those two quasars, using a Bayesian statistical method constraining both the neutral fraction and the quasar lifetime, and they infer slightly different neutral fractions: x HI = 0.48 +0.26 -0.26 at z = 7.1, and x HI = 0.6 +0.2 -0.23 at z = 7.5.

Those estimations are very sensitive to the choice of the line of sight. In the scenario of a patchy reionization, the global ionization fraction cannot be derived acurately from sparse observations. Even though the procedure presented in Greig et al. 2017b, using cosmological simulations, takes into account the choice of the line of sight, this results in high uncertainties on the value of the neutral fraction.

Cosmic star formation rate

Another probe of the Epoch of Reionization is the cosmic star formation rate, that is the average density of star formation rate in the universe (expressed in M yr -1 Mpc -3 ). It is an important probe for constraining the EoR, since it is directly linked to the emission of ionizing photons. It allows in particular to break the degeneracy between the emissivity of the stars and the escape fraction in models. Indeed, the star formation rate is usually extrapolated from infrared luminosities, which are unaffected by neutral hydrogen, and the estimated SFR is thus independant from the escape fraction. Also, at z ≥ 8, absorption by dust is usually not taken into account, as it is assumed to be negligible [START_REF] Oesch | First Frontier Field Constraints on the Cosmic Star Formation Rate Density at z ∼ 10-The Impact of Lensing Shear on Completeness of Highredshift Galaxy Samples[END_REF].

The cosmic star formation rate has been measured by different authors [START_REF] Bouwens | UV Luminosity Functions at Redshifts z ∼ 4 to z ∼ 10: 10,000 Galaxies from HST Legacy Fields[END_REF]Oesch et al. 2015, and others) up to z ∼ 10, and the discovery of a z 10.7 lensed galaxy by [START_REF] Coe | CLASH: Three Strongly Lensed Images of a Candidate z ∼ 11 Galaxy[END_REF] allowed to push the estimations even further. Those estimations are summerized in figure 1.7, taken from [START_REF] Oesch | First Frontier Field Constraints on the Cosmic Star Formation Rate Density at z ∼ 10-The Impact of Lensing Shear on Completeness of Highredshift Galaxy Samples[END_REF]. In particular, we see that the cosmic SFR presents a drop at z > 8, and extrapolating the results from lower redshift [START_REF] Madau | Cosmic Star-Formation History[END_REF][START_REF] Maniyar | The history of star formation from the cosmic infrared background anisotropies[END_REF]) would result in an considerable overestimation of this quantity. Futures observations with the James Webb Space Telescope (JWST) should push the observations at least down to z ∼ 13-14 [START_REF] Trac | SCORCH I: The Galaxy-Halo Connection in the First Billion Years[END_REF].

Other observational probes

I presented in the last paragraphs the main probes into the EoR. Of course there are many other probes, such as the gamma ray bursts, because they produce Ly-α emission, and present damping wings [START_REF] Totani | Implications for Cosmic Reionization from the Optical Afterglow Spectrum of the Gamma-Ray Burst 050904 at z = 6.3 *[END_REF][START_REF] Totani | High-precision analyses of Lyα damping wing of gamma-ray bursts in the reionization era: On the controversial results from GRB 130606A at z = 5.91[END_REF]. However, those events are rare, and happen often in damped Lyman-α galaxies (DLA) where the intrinsic neutral contents already damps the Lyman-α emission, and disentangling that from the damping due to the possibly neutral IGM is not always possible. Metal enrichment is also important because of its cooling properties, and also because it changes the nature of the sources (see [START_REF] Ciardi | The First Cosmic Structures and Their Effects[END_REF], for a more detailed treatment). The so-called "patchy kinetic Sunyaev Zeldovich" is a perturbation of the CMB power spectrum, which takes its origin in the bulk motion of electrons in ionized bubbles. The magnitude of this effect is constrained in Planck Collaboration et al. 2016c, and contains information about the distribution of the sizes of the ionized bubbles. Last but not least, the 21-cm signal, produced by the hyperfine transition of the neutral hydrogen, is a most valuable probe into the EoR, and it will be the subject of the next section.

21-cm signal 1.2.1 Physics of the 21-cm signal

The 21-cm optical depth

The 21-cm signal corresponds to a hyperfine transition of the hydrogen atom: the proton and the electron can either have aligned spins, or opposit spins. The first case is more energetic than the latter, and the difference between those two hyperfine levels corresponds to the emission or absorption of a 21-cm photon (see figure 1.8. The main reason why the 21-cm line is so interesting resides in its low cross section compared for instance with the Ly-α line. The 21-cm signal can either be seen in absorption or in emission (stimulated emission) with respect to the radio background, which is usually the CMB, but can also be a bright radio source such as a radio loud quasar (see 1.2.3).

The typical width of the 21-cm signal at redshift z and temperature T is:

cδν ν 21cm = a 2k B T m H 2.2 T 10 4 K 1/2 7 1 + z km s -1 (1.9)
the corresponding distance at a given z is given by δx = cδν ν 21cm H(z) 0.4 -3.2kpc for z between 6 and 15. As a result, we will consider that the physical quantities of the IGM are constant in the width of the line. This means that if we observe the signal on earth at a frequency ν 0 , the effective optical depth (that is, corrected for stimulated emission) that the CMB photons face can be written: are the Einstein coefficient respectively for absorption and stimulated emission, and

τ ν 0 = hν 4π φ(ν)(n 0 B 01 -n 1 B 10 )dl (1.
ν(z) = ν 1+z (1 + v | | c
) corresponds to the frequency ν 0 blueshifted up to z, taking into account the proper velocity along the line of sight v || (assumed to be much smaller than c). The expression for ν(z) allows to make the change of variable l ↔ ν with

dl = ca H(z)ν 0 1 + 1 H(z) dv || dl -1 dν (1.11)
The assumption that v || c, as well as the assumption that the properties of the IGM does not vary in the linewidth, allows us to get rid of the integral and write:

τ ν 0 = hν 4π c (1 + z)H(z)ν 0 1 + 1 H(z) dv || dl -1 (n 0 B 01 -n 1 B 10 )
(1.12) with z = ν 21cm /ν 0 -1, where ν 21cm = 1421 MHz is the frequency corresponding to the 21-cm transition. We now need to find constraints on the relative populations of the hyperfine levels. For that, we define the spin temperature T S , by stating that the population of the hyperfine levels follow a Boltzmann distribution with temperature T S :

n 1 n 0 = g 1 g 0 exp - T * T S (1.13)
with T * = -hν/k B = 0.068K and g 1 = 3 and g 0 = 1. However, due to the low value of T * , in all astrophysical situations we have T * T S , and one can make a series of simplifications. Firstly, the Boltzmann equation becomes n 1 /n 0 3(1 -T * /T S ). Along with the usual relation B 10 = 3B 01 , we can already make the following simplification:

n 0 B 01 -n 1 B 10 = 3n 0 B 10 hν 21cm k B T S (1.14)
This means that the absorption is almost compensated by the stimulated emission, and the resulting optical depth will be decreased by that much. Dropping the second order terms in the expression of τ ν 0 , we can assume that n 1 3n 0 and thus n H I = n 1 +n 0 4n 0 . Finally, we use the second relation between Einstein's coefficients: B 10 = A 10 c 2 /2hν 3 where A 10 = 2.85 × 10 -15 s -1 is the coefficient for spontaneous emission. The final expression for τ ν 0 then becomes:

τ ν 0 = 3 32π hc 3 A 10 n H I T * k B ν 2 21cm H(z)T S 1 + 1 H(z) dv || dl -1 (1.15) Making the approximation H(z) H 0 √ Ω m (1 + z) 3/2
(valid at high redshift) allows us to express τ ν 0 as:

τ ν 0 0.0084 × (1 + δ)x H I (1 + z) 3/2 T S 1 + 1 H(z) dv || dl -1 × Ω b 0.0484 h 0.678 Ω m 0.308 -1/2 1 -Y He 1 -0.244 (1.16)
where δ is the baryon overdensity and x HI the fraction of neutral hydrogen.

The 21-cm signal is a wonderful probe for the EoR. Indeed, the 21-cm line has the advantage of being a hyperfine line, which means that it can probe the low density IGM, but it is still a strong line, coming from an abundant element. Also, we have a uniform background, the CMB, whose intensity and spectrum is very well understood that will stimulate this line in the IGM. In addition, the rather low cross section of this line ensures that we will almost always remain in the optically thin regime, contrarily to the Lyman-α line that saturates very quickly. Finally, the narrowness of this line (a few kpc) allows for high resolution tomography.

The brightness temperature

We can now calculate the 21-cm signal on earth. We assume that the only sources of 21-cm signal are the CMB photons and the spontaneous or stimulated emission from the hydrogen (that assumption in particular, will be debated in chapter 4). The stimulated emission is already taken into account into the optical depth, remains the spontaneous emission, which will also be attenuated. If we consider a uniform cloud of size ∆l, then the attenuated spontaneous emission along the line of sight can be written:

∆l 0 hν 4π φ(ν)A 10 n 1 e -α ν 0 l 0 φ(ν)dl dl where α ν 0 = hν 4π (n 0 B 01 -n 1 B 10 ) (1.17)
we can see that this integral nicely reduces into:

I HI = hν 4π A 10 n 1 (1 -e -τ ν 0 ) α ν 0 2ν 2 21cm k B T S c 2 (1 -e -τ ν 0 ) (1.18)
Where we recognize the expression of the intensity in Rayleigh-Jeans approximation. Indeed, equation 1.13 is only a statement that the 21-cm spontaneous emission is that of a blackbody of temperature T S . The CMB spectrum is also that of a blackbody at temperature ∼ 3(1 + z)K during the EoR. As a result, it is also much higher than T * = 0.068K, and it can also be approximated using the Rayleigh-Jeans approximation. This allows us to write the brightness temperature at z = ν 21cm /ν 0 -1:

T B = T CMB e -τ ν 0 + T S (1 -e -τ ν 0 ) (1.19)
The equation 1.16 for τ shows that except for cold dense regions, we are in the optically thin regime (τ ν 0 1), and in particular this is especially true for the IGM. However, for galaxies, and especially for mini-haloes, this is not always the case and a detailed integration ought to be run, as this can create fluctuations in the 21-cm signal [START_REF] Iliev | On the Direct Detectability of the Cosmic Dark Ages: 21 Centimeter Emission from Minihalos[END_REF][START_REF] Sekiguchi | 21 cm Angular Power Spectrum from Minihalos as a Probe of Primordial Spectral Runnings[END_REF], even though Furlanetto and Oh 2006 argue that these fluctuations could hardly be distinguished from that of even a small Ly-α background. As for the rest of the manuscript, we will only be interested in the optically thin regime, and this allows us to find a simple expression for the differencial brightness temperature on earth, that is the difference between brightness temperature of the 21-cm signal and that of the CMB, redshifted on earth:

δT b (ν 0 ) = T B -T CMB 1 + z T S -T CMB 1 + z τ ν 0 (1.20)
plugging-in the expression for τ ν 0 derived above (equation 1.16), we find:

δT B = 26.7 mK × x HI (1 + δ) 1 + z 10 1 2 T S -T CMB T S 1 + 1 H(z) dv || dl -1 × Ω b 0.0484 h 0.678 Ω m 0.308 -1 2 1 -Y He 1 -0.244 (1.21)
which corresponds to the expression derived by many authors in the litterature (Furlanetto et al. 2006;Mellema et al. 2013, and others). We can see as expected that the signal will be observed in emission if the spin temperature is greater than that of the CMB, and in absorption otherwise. The spin temperature term is particularly interesting, since it actually saturates at high T S , which means that in the IGM δT b can hardly reach a few 10 mK. The absorption regime however, can be as low as -200 mK, but T S cannot be smaller than the kinetic temperature of the gas T K , which itself is at least as high as in the adiabatic approximation. As a result, even the most extreme absorption regimes predicted by models and simulations do not go well below -200 mK [START_REF] Fialkov | The observable signature of late heating of the Universe during cosmic reionization[END_REF][START_REF] Mesinger | The Evolution Of 21 cm Structure (EOS): public, large-scale simulations of Cosmic Dawn and reionization[END_REF][START_REF] Cohen | Charting the parameter space of the global 21-cm signal[END_REF]. This explains why the potential detection of an absorption signal at -500 mK [START_REF] Bowman | An absorption profile centred at 78 megahertz in the sky-averaged spectrum[END_REF]) is such a surprise (this point is discussed in section 1.2.6). In figure 1.9 I present an example of simulated mean 21-cm signal during the EoR, and details the processes underlying the absorption and emission regimes. 

Calculating the spin temperature

The spin temperature is a key quantity in the determination of the brightness temperature, and it is governed by the combination of three effects. The first one has been treated in the last section, it is the absorption or emission of a 21-cm photons, usually from the CMB though it could come from other sources. The two others are the interaction with other particles through collisions, and the so-called "Lyman-α pumping" or Wouthuysen-Field mechanism [START_REF] Wouthuysen | On the excitation mechanism of the 21-cm (radio-frequency) interstellar hydrogen emission line[END_REF][START_REF] Field | Excitation of the Hydrogen 21-CM Line[END_REF]). Both of these effects are thouroughly reviewed by Furlanetto et al. 2006, and I will only sketch the broad lines.

• Wouthuysen-Field mechanism:

When a Lyman-α photon excites an hydrogen atom from its ground state up to the 2P state, the atom does not necessarily de-excite in the same hyperfine level of the ground state (see figure 1.10 for allowed transitions), and thus the scattering of a Lyman-α photons over an hydrogen atom can change its spin. Knowing that a Lymanα photon typically scatters 10 6 times before being redshifted out of the line, we can see that this effect will be important as soon as the Lyman-α flux is not null. The rate P 10 of de-excitations through the Wouthuysen-Field mechanism is related to the total number of scattering per atom per second P α by P 10 = 4 27 P α (see the appendices of Meiksin 2000, for a detailed calculation). P α is obtained from the local Lyman-α flux:

P α = 4π dνσ ν (ν) J ν (ν) (1.22)
where σ ν is the local absorption cross section and J ν the specific intensity of the Lymanα background field, assumed isotropic for simplicity. This is an approximate treatment, as in reality, one must consider the other Lyman lines photons, which after a few scatters, will lead to the formation of a Lyman-α photon or be destroyed in two photons [START_REF] Furlanetto | The scattering of Lyman-series photons in the intergalactic medium[END_REF]. Also, the 4/27 probability is obtained by assuming J ν to be constant across the Lyman-α multiplet, and in a cold pre-ionization IGM, this approximation will not hold and the line profile has to be treated in detail [START_REF] Hirata | Wouthuysen-Field coupling strength and application to highredshift 21-cm radiation[END_REF]. Finally, we can see that changing the spin of an hydrogen atom means a loss or gain of an energy hν 21cm by the photon, which creates a dependance of P 10 on T S . A detailed treatment of this question, as well as practical methods for calculation P 10 and T S can be found in Hirata 2006.

• Collisions:

Many particles, if not all, can exchange spin with neutral hydrogen through collisions. We define C 10 as the de-excitation rate via collisions, and C 01 its counterpart. A given particle will contribute to C 10 by n i κ i 10 where n i is the number density of this species and κ i 10 is the rate coefficient for spin de-exitation in collisions for this species, C 10 being the sum of all those contributions. We can see that the particles expected to contribute the most are the most abundant ones, that is neutral and ionized hydrogen/helium, and free electrons. Indeed, species like Deuterium might have a large rate coefficient, but their rarity prevents them from contributing significantly to T S . Due to the Pauli exclusion principle, Helium in its ground state cannot exchange spin with hydrogen though it could contribute indirectly to the spin temperature by redistribution of the hydrogen velocities [START_REF] Hirata | Wouthuysen-Field coupling strength and application to highredshift 21-cm radiation[END_REF]. Remains four species: free electrons, hydrogen atoms and ionized hydrogen and helium. In figure 1.11 are shown the rate coefficients for H -H, He -and H -H + collisions (the rate coefficient for He + has not yet been computed) from Smith 1966 (a more recent determination of the H -H rate coefficient can be found in [START_REF] Zygelman | Hyperfine Level-changing Collisions of Hydrogen Atoms and Tomography of the Dark Age Universe[END_REF]. We can see that for a typical residual fraction of x i ∼ 2 × 10 -4 , H -H collisions will dominate, except at very low temperature. Protons and electrons could in principle contribute, if the ionization fraction was to rise above ∼ 0.01. However in this case, collisional excitation will most probably be negligible compared to Lyman-α pumping. Indeed, either the gas is significantly heated (above 6700 K) and ionized, and electrons begin to excite the 2P level of hydrogen, or it has been ionized by X-rays without significantly heating it, in which case the electrons from X-ray ionization will come out with a considerable kinetic energy, and before they thermalize they can also excite the 2P state of hydrogen. In both cases, this results in the emission of a Lyman-α photon that will scatter 10 6 times before redshifting out of resonance, with each time a probability 4/27 of exchanging the spin of the hydrogen atom, and we can see that at that point collisional coupling becomes completely negligible. As for He + , it is believed that it is comparable to H + : its low kinetic energy will probably imply a coefficient rate lower than that of electrons. As a summary, it seems that collisional excitation is either dominated by H -H collisions, or is negligible compared to Lyman-α pumping. Taking into account Lyman-α pumping and collisions, variation of the population of the singlet state can be expressed as:

dn 0 dt = n 1 (A 10 + I CMB B 10 + P 10 + C 10 ) -n 0 (I CMB B 01 + P 01 + C 01 ) (1.23)
This equation is dominated by the CMB term, which sets the typical time to ∼ 300 000 yr.

A 10 is constant, and B 01 , B 10 , C 01 , C 10 and I CMB vary on much larger time-scales comparable to the Hubble time. P 01 and P 10 however, are governed by the birth and death of the stars. Equilibrium can be broken by a sudden starburst, but it will settle back in less than 1 Myr, which is small compared to the typical lifetime of young stars (10 Myr).

As a result, we will make the useful assumption that we are in equilibrium.

n 1 (A 10 + I CMB B 10 + P 10 + C 10 ) = n 0 (I CMB B 01 + P 01 + C 01 ) (1.24)

We will now reduce this expression using usual relations between the coefficients. For the absorption coefficient as well as spontaneous or stimulated emission coefficients, we use the same relations than above: A 10 = 2hν 3 c 2 B 10 and B 01 = 3B 10 , and we use the Rayleigh-Jeans approximation for the CMB emission:

I CMB (ν) = 2ν 2 k B c 2 T CMB .
As for the collisional excitation coefficients, they follow a Boltzmann law with temperature T K [START_REF] Field | Excitation of the Hydrogen 21-CM Line[END_REF]) that we approximate as C 01 = 3(1 -T * T K )C 10 . For the Lyman-α pumping, we define the color temperature T c as P 01 = 3(1 -T * T c )P 10 . Finally, n 0 and n 1 are linked through the spin temperature n 1 3n 0 (1 -T * T S ). Plugging all those values in equation 1.24 allows us to compute the spin temperature:

T -1 S = T -1 CMB + x α T -1 c + x c T -1 K 1 + x α + x c (1.25)
where

x α = P 10 T * A 10 T CMB and x c = C 10 T * A 10 T CMB (1.26)
The only unknown here is the color temperature T c . However, if the medium is extremely optically thick, then the enormous amount of scattering by Lyman-α photons is expected to couple T c and T k : T c T K . However, as presented in Hirata 2006, this is only an approximation, since the loss or gain experienced by a Lyman-α photon when changing the spin of an hydrogen atom tends to couple T c and T S as well.

An introduction to radio interferometry

A high quality radio map is a lot like a sausage, you might be curious about how it was made, but trust me you really donâ Ȃ Źt want to know. Jack Hickish

General principle

The maximum angular resolution θ that a telescope can achieve is obtained by considering the diffraction through a circular aperture. As a result, it depends on the diameter D of the telescope as well as the observed wavelength λ:

θ 2.5 × 10 5 λ D arcmin (1.27)
For the wavelengths relevant for 21-cm observation (0.21(1 + z) ∼ 2.1 m), and for a diameter of 500 m for the biggest single dish telescope (FAST), θ 15 , that is around 60 times worse than the human eye. If we wanted to achieve the same resolution than the Hubble Space Telescope (around 0.1 , with a 2.4 m mirror), it would require a telescope with a diameter of 5000 km. The idea then came in to actually combine many small antennas in order to reproduce a giant telescope. Indeed, two antennas looking at the same direction but at different locations on earth will recieve the signal with a certain delay (easily calculated), and if we record the full signal recieved by both antennas as a function of time, one can in principle combine the two signals. This requires to sample the signal at least twice per wavelength, that is every c/λ/2 4 ns. While todays technology can handle such high resolution sampling of the signal, this is obviously out of reach for smaller wavelength, such as optical, which have to use delay lines instead, allowing for only a limited number of dishes (the Very Large Telescope Interferometer (VLTI) for instance), or align the mirrors at the micrometric level on a theoretical sphere [START_REF] Labeyrie | Hypertelescopes: potential science gains, current testing and prospects in space[END_REF]. In many cases, the antennas see most of the sky, and the pointing of the telescope is done by choosing a particular combination of the antennas signals, through the socalled correlator. That means that if several correlators are built, then one could point the telescope simultaneously at different directions, duplicating the telescope for each new correlator. Similarily, observing only in half the bandwidth would use only half the capacity of the correlator, allowing to use the other half to observe in another direction.

The field of view of an interferometer corresponds approximately to the angular resolution of a single antenna, or a single station if the signals from the antennas in a station are combined before going into the correlator, that is cone with opening angle 1.2λ/D where D is the size of the antenna. The field of view is given by:

Ω FoV π 4 1.2λ D 2 (1.28)
The angular resolution of the telescope is given by equation 1.27, replacing D by the maximum distance between two antennas or stations. However, we can imagine that just a few antennas placed in a circle of radius 150 m will not replace the Arecibo: the sensitivity of the telescope will depend on the distribution of antennas, in a way described below.

UV-plane

If only two dishes are used for imaging, then we will mainly observe interference fringes. While this will still give us valuable information about the object, this is not satisfying for imaging. We can imagine that if we increase the number of antennas and distribute them evenly in a circle, then the image will improve: this is quantified by the socalled (u, v) plane. For two antennas at location x x x 1 and x x x 2 , we define the baseline as b b b = x x x 2x x x 1 . The (u, v, w) coordinates are simply the baseline divided by the wavelength:

u u u = (u, v, w) = b b b/λ.
As a first approximation we neglect the w term. If two antennas separated by b b b observe an single object in the sky in a direction x x x = (x, y, z), then they will output the same signal, with a delay τ b = (u u u.x x x)/c. If we assume for simplicity that we observe only in a very narrow band centered on a frequency ν, then the output voltages of the antennas as a function of time can be written:

V 1 = V cos(2πν(t -τ g )) and V 2 = V cos(2πνt) (1.29)
The two voltages enter into the correlator, that will first multiply them:

V 1 V 2 = V 2 2 (cos(2πνt -2πντ ) + cos(2πντ g )) (1.30)
Then this quantity is averaged over a few periods, which get rids of the varying term.

The correlator then outputs its result:

V out = V 2 2 cos(2π(ux + vy)) (1.31)
V is proportional to the electric field produced by the source, which means that V 2 is proportional to the point source flux density. After careful calibration (easier to say than to do), the output of the correlator can be written I (x, y) cos(2π(ux + vy)). If we add a second correlator, that follows a π/2 phase delay, we can obtain the complex visibility I (x, y)e â ĹŠ2iπ(ux+vy) .

In reality, the antennas recieve a combination of the signals from all directions, but those signals are incoherent and cross products average out in the correlator. That means that the response of the correlator to an extended source is:

V (u, v) = I (x, y)e -2iπ(ux+vy) dxdy (1.32)
We can see that V (u, v) is nothing more than the Fourier transform of I (x, y), and thus the real image can be obtained by inverse Fourier transform:

I (x, y) = V (u, v)e 2iπ(ux+vy) dudv (1.33)
However, due to the finite number of antennas, we only have a sparse sampling of the baselines, that is of the Fourier space or (u, v) plane, which results in interference patterns. The better the (u, v) coverage, the lower the residual interference patterns in the combined image. In addition, the rotation of the sky results in a rotation of the (u, v) plane. That means that the (u, v) coverage can be dramatically improved by observing at different times during the day.

Other instrumental issues

Radio astronomy is actually much more complicated than the broad lines sketched above. Indeed, the response of the antennas/stations has to be carefully calibrated in order to detect such a faint signal, and the response of a station to a point source is far from being a simple gaussian: it presents side-lobes that can pollute the image far from the sourceâ ȂŹ s position. Also at long wavelengths such as the ones used in 21cm observations, the ionosphere, and even possibly the troposphere can considerably distort the signal [START_REF] Cohen | Probing Fine-Scale Ionospheric Structure with the Very Large Array Radio Telescope[END_REF]. [START_REF] Mellema | Reionization and the Cosmic Dawn with the Square Kilometre Array[END_REF] review the issue of the ionosphere and the ways to correct its distorsion, but for demanding observations such as that of the 21-cm signal from the EoR, there are times when the ionosphere will be such that the signal is distorted beyond recognition. Finally, as radio frequencies are intensively used for long range communications, the sky is also polluted from man-made signals, called radio-frequency interferences (RFI), that have to be dealt with.

1.2. 21-CM SIGNAL

How to observe the 21-cm signal Tomography

As we vary the frequency at which we observe the 21-cm signal, we actually observe slices of the universe at different epochs. As a result, we could in principle image a whole lightcone, with thousands of independant slices. This gives us a lot of information on the process of reionization, the size of the ionized bubbles and the speed of reionization, as well as the fluctuations of primordial heating etc. All this would give important constraints on the different models of reionization. However, the signal-to-noise ratio required to perform the tomography is such, that among current and future telescopes, only the Square Kilometer Array (SKA) will be able to achieve it (see 1.2.4).

Power spectrum

The power spectrum of the 21-cm signal is defined by the relation:

δT B (k k k) δT B (k k k ) = P 21 (k k k)(2π) 3 δ D (k k k + k k k ) (1.34)
where represents the Fourier transform, the operator ... the average over many realisations of the initial random field (ensemble average) and δ D the Dirac function. As the universe is assumed to be homogeneous and isotropic at large scales, P 21 only depends on the norm of k = |k k k | and the ensemble average is usually replaced with a volume average. That means that the power spectrum is usually calculated using this formula:

P(k, z) = |k k k |=k | δT B (k k k, z)| 2 dS 4πk 2 (1.35)
The power spectrum is a natural quantity for the radio interferometers, because as we saw in 1.2.2, they actually see the Fourier transform of the sky signal. Also, as an averaged quantity, the level of noise should be considerably lower than for the tomography.

For that reason, the power spectrum is a more reasonable goal for SKA precursors.

Global 21-cm signal

A way to even further decrease the noise is to average the 21-cm over the whole sky.

In this case, a single dipole has the ability of detect the mean δT B as a function of redshift in a few hours (see section 1.2.4). While there is little information in the global 21-cm signal, it allows to discriminate to some extend between the many models and predictions available. In particular, the first claimed detection of the 21-cm signal comes from a single dipole [START_REF] Bowman | An absorption profile centred at 78 megahertz in the sky-averaged spectrum[END_REF], and if this detection is confirmed, our view of the EoR might be dramatically changed (see 1.2.6 for a discussion about this).

21-cm forest

Finally, another way of exploiting the 21-cm signal is to look at the absorption against a bright radio source, usually a radio-loud quasar at z ∼ 10. The brightness of the background source means a much higher signal for the absorption features, that is the dense structures. That means that with the same instrument, the observation of a 10 mJy quasar would enravel much more information about the repartition of galaxies and haloes along the line of sight than the tomography. However, it suffers the same downside than the Gunn-Peterson effect, that is the lack of statistics due to a small number of lines of sight.

Foregrounds

One of the main issues in observing the 21-cm signal is the foreground removal. Indeed, at the frequency range used for 21-cm observation, we should expect foregrounds up to 3 orders of magnitude above the 21-cm signal [START_REF] Bernardi | Foregrounds for observations of the cosmological 21 cm line. I. First Westerbork measurements of Galactic emission at 150 MHz in a low latitude field[END_REF][START_REF] Bernardi | Foregrounds for observations of the cosmological 21 cm line. II. Westerbork observations of the fields around 3C 196 and the North Celestial Pole[END_REF]. However, thanks to their smooth spectral shape Di Matteo et al. 2002, compared to the fluctuating 21-cm signal, it should still be possible to extract the 21-cm signal.

The galactic emission constitutes ∼ 71% of the foregrounds at ν = 150 MHz (70% of synchrotron emission, and 1% of free-free emission), but it has been well-studied because of its impact on CMB measurements. Also, except in small regions, such as active supernova remnants, the galactic emission is expected to be smooth at the arcmin level (below this level though, the fluctuations of the foregrounds will probably not allow proper substration). A detailed discussion of the galactic foregrounds for 21-cm observation can be found in [START_REF] Shaver | Can the reionization epoch be detected as a global signature in the cosmic background?[END_REF]. The remaining emission comprises of extra-galactic radio sources (27%) and the CMB itself. The removal of extra-galactic foregrounds is done source by source, and one has to sample the radio sky and carefully remove those sources. Di [START_REF] Di Matteo | Radio Foregrounds for the 21 Centimeter Tomography of the Neutral Intergalactic Medium at High Redshifts[END_REF] study in detail the extra-galactic foregrounds, and stresses out that in this process, the ability to seperate clustered objects is crucial. As a result, extra-galactic foreground removal is possible only with the use of long baselines, which means that only MWA [START_REF] Tingay | The Murchison Widefield Array: The Square Kilometre Array Precursor at Low Radio Frequencies[END_REF], LOFAR and the SKA will be able to remove the foregrounds. More information about foreground removal can also be found in [START_REF] Mellema | Reionization and the Cosmic Dawn with the Square Kilometre Array[END_REF].

The other interferometers such as PAPER [START_REF] Parsons | The Precision Array for Probing the Epoch of Re-ionization: Eight Station Results[END_REF] or HERA [START_REF] Deboer | Hydrogen Epoch of Reionization Array (HERA)[END_REF] rely on the fact that in the two-dimensional Fourier space (k, k || ), the foregrounds can be isolated in a "wedge"-like region, allowing for a so-called "EoR-window" [START_REF] Pober | Opening the 21 cm Epoch of Reionization Window: Measurements of Foreground Isolation with PAPER[END_REF][START_REF] Liu | Epoch of reionization window. II. Statistical methods for foreground wedge reduction[END_REF]). Even though much information will be lost in the "wedge", this allows to get around the issue of the foregrounds, and the bias due to the lack of the Fourier modes in the wedge could even be corrected [START_REF] Raut | Measuring the reionization 21 cm fluctuations using clustering wedges[END_REF]). However, the amount of leakage of the foregrounds into the EoR window is still unclear, and it is not excluded that even in the EoR window, the 21-cm signal could be polluted beyond recognition.

21-CM SIGNAL

Noise

Noise on temperature measurements One important quantity to understand in order to quantify the ability of an instrument to detect or not the 21-cm signal is the thermal noise. Indeed, all radio antennas transform the radio signal into an electric current. The thermal motion of electrons in a transistor will create a noise signal i(t) which will be added to the observed signal. This noise averages to zero, but has a non zero rms. This results in a noise on the visibility measurement whose variance can be expressed for a pair of antennas (the so-called radiometer equation, see [START_REF] Wilson | Tools of Radio Astronomy[END_REF]:

σ A = λ 2 T sys A e √ 2νt int (1.36)
where δν is the frequency band, t int the integration time, A e is the effective collecting area of one antenna, and T sys = T sky + T R with T sky the brightness temperature of the sky, and T R the intrinsic noise temperature of the receiver. In this equations we neglected additional sources of noise such as analog to digital convertions etc. The sum of the variances over all the antenna pairs (N (N -1)/2 where N is the number of antenna) give σ interferometer = σ A √ N (N-1)/2 . Then, we can use the Rayleigh-Jeans relation linking the brightness temperature to the measured flux in a solid angle Ω:

S = 2k B T B Ω λ 2 (1.37)
Assuming N 1, and using the fact that Ω θ 2 for a gaussian beam [START_REF] Wilson | Tools of Radio Astronomy[END_REF], the expression for the temperature noise of an interferometer can be written:

∆T B λ 2 T sys A tot θ 2 √ ∆νt int (1.38)
where A tot is the total collecting area of the interferometer. Of course, this expression holds only for θ greater than the diffraction limit of the interferometer, set as θ D = 1.22λ/D where D is the longest baseline. At frequencies relevant for 21-cm observation, the sky is so bright that a good approximation is T sys T sky , which can itself be approximated, for a typical highlatitude quiet portion of the sky, as (Mellema et (1.40)

where the numerical values correspond approximately to that of the SKA1-low tomography. We can see why a collecting area of order 1 km 2 is required in order to image the 3D 21-cm signal at the mK level. As a comparison, the thermal noise encountered by a single dipole in observing the global 21-cm signal can be expressed as (Furlanetto et al. 2006, with our choice of T sys ):

∆T B 0.7 -1 ap mK 1 + z 10 2.2 1 MHz ∆ν 100 hr t int 1 2 (1.41)
where ap , which is the ratio of effective and physical area for the dipole, accounts for the fact that the dipole is actually slightly beamed. We can see that, if not for foreground removal, the detection of the global 21-cm is an easy target, even for a single dipole, and this fact led to a possible first detection of the 21-cm signal (see below).

Noise on power spectrum measurement

We finally would like to compute the noise in the measurement of the power spectrum. Detailed calculation can be found in [START_REF] Morales | Power Spectrum Sensitivity and the Design of Epoch of Reionization Observatories[END_REF][START_REF] Mcquinn | Cosmological Parameter Estimation Using 21 cm Radiation from the Epoch of Reionization[END_REF][START_REF] Furlanetto | The global 21-centimeter background from high redshifts[END_REF]. For an accurate prediction of the noise on 21-cm spectrum measurement, one has to take into account the sampling of the UV space. Indeed, in a real observation, with a finite FoV, the larger modes will only be sampled a few times while smaller ones will be sampled many times. This lack of statistics in the calculation of the power spectrum (equation 1.34) results in an uncertainty that is called sample variance. The sample variance per Fourier mode can be expressed as [START_REF] Mcquinn | Cosmological Parameter Estimation Using 21 cm Radiation from the Epoch of Reionization[END_REF]):

C SV (k k k) = P 21 (k k k) λ 2 B 2 A eff x 2 y (1.42)
where x = D M (z) is the comoving distance to redshift z, and y is the depth of the observation.

For an accurate estimation of the system noise, such as the one described in 3.2.5, one should compute effective observation time t k k k in each cell after gridding the visibility space, accounting for both the station distribution and Earth's rotation. However, for simplicity I will make the usefull approximation of a continuous and circular distribution of antenna n a (r) (normalized at N ant ), constant for r < R core , and declining as r -2 for R core < r < R max [START_REF] Mellema | Reionization and the Cosmic Dawn with the Square Kilometre Array[END_REF]. From that we can define a number density of baselines n b (b), as a convolution product of the antenna distribution n a by itself:

n b (b b b) = α norm r r r n a (|r r r |)n a (|b b b -r r r |)d 3 r (1.43)
where α norm is such that n b is normalized to N ant (N ant -1). It is worth noticing that n b is actually only a function of |b b b| = b, which allows us to write:

t k k k A eff t 0 λ 2 n b xk sin θ 2π (1.44)
Figure 1.12: Noise on power spectrum measurements for the different telescopes presented in section 1.2.6 and 1.2.7. The redundancy boost factors for PAPER and HERA have not been used, as it applies only to specific wavenumbers, and depends on the details of the observation.

The system noise per Fourier mode can then be written [START_REF] Mcquinn | Cosmological Parameter Estimation Using 21 cm Radiation from the Epoch of Reionization[END_REF]):

C N (k k k) = λ 2 BT sys A eff 2 1 Bt k k k (1.45)
where t k k k is the time spent observing the visibility V (k k k). When summing over a spherical annulus, the noise is reduced by a factor of √ N c , and can be expressed as:

δP 21 (k, θ) = 1 √ N c A eff x 2 y λ 2 B 2 C SV (k, θ) + C N (k, θ) (1.46)
where N c = 2πk 2 sin θ∆k∆θ x 2 yλ 2 A eff (2π) 3 is the number of Fourier cells in the annulus. Finally, carefully removing the modes that do not fit in the observed volume, and summing over θ with the assumption ∆k = k with constant, one can derive (McQuinn et al. 2006, appendix B):

k 3 2π 2 δP 21 (k) k 3 2 2π 2 arcsin(min(k * /k,1)) arccos(min(yk/2π,1)) DP 21 (k) + E n b (xk sin θ/2π) -2 dθ sin θ -1 2 (1.47) where D = (2π) 2 A eff λ 2 x 2 y and E = 2π x 2 yλ 3 T 2 sys √ A 3 2
eff Bt 0

(1.48)

Consequences for the array configuration

Depending on the scientific goals of an interferometer, and its budget, one has to choose different array configurations. The equations derived above can help us sketch the broad lines, but a more detailed analysis can be found in [START_REF] Morales | Power Spectrum Sensitivity and the Design of Epoch of Reionization Observatories[END_REF][START_REF] Mellema | Reionization and the Cosmic Dawn with the Square Kilometre Array[END_REF].

Imaging

For imaging the 21-cm signal, we can see from equation 1.40 that there is a conflict between increasing angular resolution and sensitivity. Indeed, having long baselines can increase the resolution ∆θ, but if it is done without substantially increasing A tot , the noise will increase as ∆θ -2 . Also, a number of long baselines (up to several kilometers) is essential as it allows for much easier calibration, ionospheric tomography and foreground removal [START_REF] Mellema | Reionization and the Cosmic Dawn with the Square Kilometre Array[END_REF].

Power spectrum

The requirements for the measurement of the power spectrum are not quite the same. Indeed, we can see from equation 1.47 that the use of long baselines, that is extending the integral to low k, will increase the noise on the measurement if they are sampled to sparsely (that is, with a low n b ). For that reason, high precision measurements on the power spectrum require compact uniformly distributed arrays, but the range of observable modes depend on the size of the core as well as the field of view. Shrinking the core increases the sensitivity of the array to the power spectrum, but also reduces the observable range of modes.

If the foregrounds are to be substracted, then the presence of long baselines is essential. However, Parsons et al. 2012a points out that the presence of long baselines increases the foreground leakage into the EoR window, which means that the foreground avoiding telescopes should avoid using long baselines.

Redundancy

For imaging with an interferometer, the redundancy inevitably means interferometric patterns, and methods are specifically developped to produce minimum-redundancy arrays [START_REF] Golomb | Constructions and properties of Costas arrays[END_REF]de Villiers 2007, and others). However, for power spectrum measurements, we can see from equations 1.45 and 1.46 that the system noise scales with integration time as t -1 k k k , but with the number of Fourier cells in an annulus as √ N c -1 . As a result, if the array is highly redundant, only a few cells of the uv plane will be sampled, but the corresponding integration time will be increased. That means that we are lowering N c by a factor f , while increasing t k k k by the same factor. This results in a decrease of the system noise by a factor f -1/2 . Parsons et al. 2012b explore the maximum-redundancy configuration, and find that f can go as high as 10 4 , resulting in a 100 boost in sensitivity. This result has inspired the design for PAPER and HERA. However, it has to be pointed out that redundancy only decreases the system noise, and when the sample variance becomes the limiting factor (such as for the SKA), then only averaging the power spectrum over different fields can decrease the uncertainties (as √ N field -1 ), or alternatively by increasing the FoV (by decreasing A eff ). 

First generation instruments

In this subsection I will present the different instruments that have been conceived or used in order to observe the 21-cm signal, and their contribution to the EoR.

All-sky dipoles

The most simple way to observe the 21-cm signal is to look at the integrated signal over the whole sky, with a single dipole antenna. Even though the information, as well as the derived constraint are very limited, it is also much cheaper and quicker to develop. Ongoing and future experiments include SciHi [START_REF] Voytek | Probing the Dark Ages at z ˜20: The SCI-HI 21 cm All-sky Spectrum Experiment[END_REF], BIGHORNS [START_REF] Sokolowski | BIGHORNS -Broadband Instrument for Global HydrOgen ReioNisation Signal[END_REF], LEDA [START_REF] Greenhill | HI Epoch of Reionization Arrays[END_REF][START_REF] Bernardi | Foreground Model and Antenna Calibration Errors in the Measurement of the Sky-averaged λ21 cm Signal at z˜20[END_REF][START_REF] Price | Design and characterization of the Large-Aperture Experiment to Detect the Dark Age (LEDA) radiometer systems[END_REF], SARAS [START_REF] Singh | First Results on the Epoch of Reionization from First Light with SARAS 2[END_REF], DARE [START_REF] Burns | Probing the first stars and black holes in the early Universe with the Dark Ages Radio Explorer (DARE)[END_REF], EDGE (Bowman and Rogers 2010; [START_REF] Monsalve | Results from EDGES High-band. I. Constraints on Phenomenological Models for the Global 21 cm Signal[END_REF] and PRIZM, which are presented in figure 1.13. Up to recently, they have only been able to rule out the most extreme models for reionization [START_REF] Monsalve | Results from EDGES High-band. I. Constraints on Phenomenological Models for the Global 21 cm Signal[END_REF][START_REF] Singh | First Results on the Epoch of Reionization from First Light with SARAS 2[END_REF]). However, the EDGE experiment recently managed a possible first detection of the global EoR signal during cosmic dawn [START_REF] Bowman | An absorption profile centred at 78 megahertz in the sky-averaged spectrum[END_REF]. They find an absorption regime of amplitude 500 mK +200

-500

between z = 20 and z = 14, which, if confirmed, is not reproduced by any model in the litterature (see figure 1.14). Barkana 2018 suggest that the low gas temperature necessary in order to explain this strong absorption regime is the result of baryon scattering off dark matter particles, which would mean that the 21-cm signal could be used as a dark-matter probe. Other papers have been published on that subject since then [START_REF] Ewall-Wice | Modeling the Radio Background from the First Black Holes at Cosmic Dawn: Implications for the 21 cm Absorption Amplitude[END_REF][START_REF] Fialkov | Constraining Baryon-Dark Matter Scattering with the Cosmic Dawn 21-cm Signal[END_REF]), but caution is needed until this detection is validated by another instrument. If confirmed however, it would be a major discovery, both because of the depth of the absorption trough and of its sharpness.

PAPER

The Precision Array for Probing the Epoch of Reionization (PAPER) is a first generation instrument focused on statistical EoR detection [START_REF] Parsons | The Precision Array for Probing the Epoch of Re-ionization: Eight Station Results[END_REF]. In its last configuration it consists in an array of 128 dipole antennas. It operates between 120 MHz and 180 MHz, corresponding to 7 < z < 11. From the non detection of the 21cm signal by the PAPER experiment gave an upper limit on the power spectrum down to (22 mK) 2 at z = 8.4 [START_REF] Ali | PAPER-64 Constraints on Reionization: The 21 cm Power Spectrum at z = 8.4[END_REF], see also [START_REF] Jacobs | Multiredshift Limits on the 21 cm Power Spectrum from PAPER[END_REF] for multi-redshift results), allowing to rule out the most extreme cold reionization scenarios [START_REF] Pober | PAPER-64 Constraints On Reionization. II. The Temperature of the z =8.4 Intergalactic Medium[END_REF]. However, the z = 8.4 upper limit has since then been revised1. The highly redundant configuration of PAPER should result in an increase of a factor

MWA

The Murchison Widefield Array (MWA) is the low band SKA Precursor located at the Murchison Radio-astronomy Observatory, which is the location chosen for the low 1https://www.cfa.harvard.edu/ afialkov/talk Jacobs.pdf frequency part of the Square Kilometer Array (SKA), due to its low level of radio frequency interferences. It consists in 128 aperture arrays ("tiles"), themselves made of 16 dual-polarization dipoles placed on a regular grid (see [START_REF] Tingay | The Murchison Widefield Array: The Square Kilometre Array Precursor at Low Radio Frequencies[END_REF], for a detailed presentation). Key science projects for the MWA are described in [START_REF] Bowman | Science with the Murchison Widefield Array[END_REF], and in particular, the MWA is expected to be able to detect the 21-cm power spectrum for 6 < z < 10. Upper limits from MWA can be found in [START_REF] Beardsley | First Season MWA EoR Power spectrum Results at Redshift 7[END_REF][START_REF] Ewall-Wice | First limits on the 21 cm power spectrum during the Epoch of X-ray heating[END_REF].

GMRT

The Giant Meterwave Radio Telescope (GMRT) is an exception among others in that it is made of 30 gigantic dishes (45 m in diameter) spread over distances up to 25 km. [START_REF] Paciga | A simulation-calibrated limit on the H I power spectrum from the GMRT Epoch of Reionization experiment[END_REF], using the GMRT, found at that time the best upper-limits at z = 8.6 with (248 mK) 2 for k = 0.5 h.Mpc -1 .

LOFAR

The Low Frequency Array (LOFAR, van Haarlem et al. 2013) telescope consists of "lowcost" antennas: low-band antennas between 10 and 90 MHz and high band antennas between 110 and 250 MHz, and these antennas are grouped in aperture array stations. 36 such stations have been built in Netherlands in an area of around 100 km in diameter, but half of them are grouped in a 2 -3 km core. Also, several international stations have been built, in Germany, Sweden, the UK and France, significantly increasing the angular resolution. LOFAR did not yet detect the 21-cm signal either, and their upper limits on the 21-cm power spectrum can be found in [START_REF] Patil | Upper Limits on the 21 cm Epoch of Reionization Power Spectrum from One Night with LOFAR[END_REF]).

Second generation instruments

HERA Built over the ashes of late PAPER, the Hydrogen Epoch of Reionization Array (HERA), in South Africa, is a SKA Precursor instrument, aimed at a robust detection of the 21cm power spectrum [START_REF] Deboer | Hydrogen Epoch of Reionization Array (HERA)[END_REF], and even enable the first images of large scale HI structure (with a resolution of a few tens of comoving Mpc). It will consist in an array of 350 14 m (fixed) parabolic dishes, most of them (320) packed in a highly redundant (hexagonal) dense core (300 m across), reaching a collecting area an order of magnitude above that of first generation instruments. Also, the highly redundant configuration of HERA should allow to sample specific modes with an increased sensitivity.

SKA1-low

The Square Kilometer Array Phase 1 Low-Frequency Aperture Array (SKA1-LFAA or SKA1-low) consists of over 130000 wide bandwidth dipole antennas of a single design (reaching over 4 millions in the phase 2). Most of them are packed in a core 900 m wide, the remaining ones extending in three spiral arms up to a radius of 50 km. SKA1-low is expected to be able to make a full tomography of the 21-cm signal, as well as a robust detection of the 21-cm power spectrum.

Active Galactic Nuclei

The exact role of Active Galactic Nuclei (AGN) during the Epoch of Reionization ( EoR) is an open question. They are usually thought to contribute mainly through their ionizing UV and X-ray emission, but the importance of their contribution is poorly constrained, and highly model dependent. As they are at the center of my thesis, I dedicate them the last section of this introduction.

Introduction

Grote Reber has been the first to make a map of the radio sky, between 1939 and 1943 [START_REF] Reber | Cosmic Static[END_REF], and found maxima in the directions of Sagittarius A, Cygnus A and Cassiopeia A. While the last one is a supernovae remnant, the other two will later prove to originate from supermassive black holes. At about the same time, Carl Seyfert published the spectra of 6 galaxies, some of them exhibiting very large lines, with widths up to 8500 km s -1 [START_REF] Seyfert | Nuclear Emission in Spiral Nebulae[END_REF]). In the same years, thanks to the improvement of radio observations, astronomers began to find optical counterparts to radio sources, and found a class of objects that looked like stars (point sources), but with very different spectra (in particular very broad lines), which they called quasars (for quasi-stellar radio source). However it was not before 1963 that the extra-galactic nature of the quasars was discovered, by Maarten Schmidt. In Schmidt 1963 he presents the spectrum of the quasar 3C 273, and notices that it is redshifted, with z = 0.158, which means that this object is located 2 billion light years from us. The fact that this bright object is actually located so far from our galaxy means that it is intrinsically very bright. The idea that so much energy was generated in such a small volume led to the conclusion than even the nuclear reactions in the stars, with a 0.7% of the mass energy being extracted, were not efficient enough. Actually, only accretion on a compact object with ∼ 10% efficiency could explain such high luminosities, and the idea quickly settled for supermassive black holes as the likely candidates [START_REF] Hoyle | On the nature of strong radio sources[END_REF][START_REF] Lynden-Bell | Galactic Nuclei as Collapsed Old Quasars[END_REF][START_REF] Lynden-Bell | On quasars, dust and the galactic centre[END_REF].
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Indeed, if we assume that matter is accreted from a disk around the black hole, then the inner radius of the disk cannot be less than the innermost stable circular orbit (ISCO), which is set for a Schwarzschild black hole at 3R g where R g = 2GM/c 2 . In the best scenario, where the mass came from infinity and has transformed all its energy into radiation at the ISCO, the conversion ratio reaches ∼ 6%. However, for a Kerr black hole with maximum rotation (a = 1), and a disk with direct rotation, the ISCO reaches almost R g and the energy extracted can go as high as 30% (Thorne 1994).

Eddington limit

An important concept to understand before continuing is the Eddington limit. The general idea is that if an object radiates too much energy, then it will prevent any more material from falling into it. The Eddington limit corresponds precisely to the balance between the radiation pressure and the gravitational force, and can be express for pure ionized hydrogen and spherical symmetry as:

L Edd = 3.2 × 10 4 M M L (1.49)
and the corresponding accretion rate related to L Edd as:

ṀEdd c 2 = L Edd (1.50)
where is the efficiency of accretion, that is the fraction of mass energy radiated away by accretion ( 0.1 -0.3 as pointed out earlier).

It is important to understand that this quantity is only a gross estimation, as in reality the geometry of the AGN, which is highly non spherical, allows for super Eddington luminosities. However, the ratio of the observed luminosity to Eddington luminosity f Edd , called Eddington ratio, will prove a useful scale to compare different AGNs, as the different properties of AGNs are more closely linked with the Eddington ratio than with the absolute luminosity or accretion rate.

Accretion onto a black hole is a very complicated subject, and it depends strongly on the feedback mechanisms such as supernovae and outflows from the AGN itself (Latif2018 ). While the most massive black holes observed today must somehow have grown through almost continuous Eddington accretion, this is probably not the case for all black holes (see [START_REF] Volonteri | The Case for Supercritical Accretion onto Massive Black Holes at High Redshift[END_REF] for a detailed treatment of the growth of black holes at high redshift).

Structure of the AGN

It is now widely accepted that the typical AGN comprises of an accretion disk in rotation around a central black hole, a dusty torus, and sometimes a hot corona and a jet. In this section we will quickly present the properties of those regions, as summarized in figure 1.16.

Accretion disk

Accretion disks arise naturally when gas falls into the central plane without losing its angular momentum. If they are dense and thick enough, they can transfer angular momentum out and bring the gas into the vicinity of the black hole [START_REF] Shakura | Black holes in binary systems. Observational appearance[END_REF]. In order to fall into the black hole, matter has to gradually lose its angular momentum. Each annulus of the disk rotates at a different speed than its neighbours, which results in viscous dissipation. The disk is heated, and each annulus emits black body radiation, with a temperature that increases as we get closer to the black hole [START_REF] Siemiginowska | Testing Models for the Quasar Big Blue Bump via Color-Color Diagrams[END_REF]. This results in the so-called "big blue bump" (see figure 1.17), which explains most of the optical and UV emission of quasars, and even soft X-rays for very energetic AGNs.

The size of the accretion disk is still an open question, and it is an essential one in that matter cannot be accreted from large distances if the accretion disk does not extend far enough. Estimations can be as low as 0.05 pc when only the Toomre stability is taken into account [START_REF] Laor | Massive thin accretion discs. I -Calculated spectra[END_REF], or as high as 100 pc in more detailed models [START_REF] Duschl | A Gravitational Instability-driven Viscosity in Self-gravitating Accretion Disks[END_REF]. Also, the use of micro-lensing by [START_REF] Morgan | The Quasar Accretion Disk Size-Black Hole Mass Relation[END_REF] allowed to estimate the typical sizes of accretion disks in observed quasars, infering a typical size of a few tens of R g at ∼ 3000 Å, that is around 10 -3 pc.

There are several models for accretion disks, and the geometrically thin, optically thick disk model of [START_REF] Shakura | Black holes in binary systems. Observational appearance[END_REF] is the most efficient to radiate. However, it has been shown that the radiation from the disk can also be suppressed if the inner radius of the disk is far enough from the black hole, that is if the disk is truncated at a certain R in > R ISCO . In this case, the matter is directly advected in the black hole without having the chance to radiate, resulting in a much lower predicted emission. It can be the result of a super-Eddington accretion, where the infalling material is optically thick and traps most of the radiation (slim disk, e.g. [START_REF] Abramowicz | Slim accretion disks[END_REF], or of a sub-Eddington low accretion rate, where the gas is not dense enough to cool efficiently, and is advected into the black hole before being able to radiate its energy away (advection dominated accretion flow or ADAF, e.g. [START_REF] Narayan | Advection-dominated Accretion: Underfed Black Holes and Neutron Stars[END_REF].

Figure 1.17: The so-called big blue bump, observed in quasars spectra, can be explained by summed black-body emissions accretion disk annuli.

Hot corona

X-ray emission is present in most AGNs, but the presence of hard X-rays in some AGNs cannot be explained by the accretion disk, which is not hot enough to produce such hard radiation. Rather, it is thought to come from a hot corona between the disk and the ISCO when disk is truncated (slim disk): the UV photons from the disk interact with the hot electrons of the corona through inverse-compton scattering, and become X-rays. This results in a power law spectrum with exponential cutoff at E C ∼ k B T corona . The observed cutoffs at ∼ 100 keV [START_REF] Bassani | Review on Active Galactic Nuclei at hard X-ray energies[END_REF][START_REF] Tortosa | NuSTAR spectral analysis of two bright Seyfert 1 galaxies: MCG +8-11-11 and NGC 6814[END_REF]) suggest a temperature of the corona of a few 10 9 K.

A time variability of a few light minutes (less than an AU) suggest a very small size for the corona [START_REF] Reis | On the Size and Location of the X-Ray Emitting Coronae around Black Holes[END_REF]. Also, the study of an outburst from the AGN NGC 2617 revealed that the emission from the disk was delayed compared to that of the corona [START_REF] Shappee | The Man behind the Curtain: X-Rays Drive the UV through NIR Variability in the 2013 Active Galactic Nucleus Outburst in NGC 2617[END_REF]. It was concluded that the X-ray outburst had illuminated the disk and triggered an outburst as well. The measure of delay allowed to place an upper limit on the size of the corona of a few 10R g for M BH = 10 8 M . Also, direct measures through micro-lensing infered sizes of the corona down to a ∼ 10R g [START_REF] Chartas | Gravitational lensing size scales for quasars[END_REF]. Finally the X-ray photons are compton-scattered off free electrons in the accretion disk. This results in a reflection component in the X-ray spectrum, which is both delayed and blurred by the rotation of the disk. [START_REF] Parker | The NuSTAR spectrum of Mrk 335: extreme relativistic effects within two gravitational radii of the event horizon?[END_REF] study the high resolution spectrum of Mkn 335 and infer a distance of 2 -10R g between the corona and the disk and a Kerr black hole close to the maximum rotation. 

Broad line region

At a 0.01-1 pc from the central black hole is the so-called "broad line region". It is made of high density, dust-free gas clouds, which are moving approximately at Keplerian velocities. This results in very high velocity dispersions (up to 20 000 km s -1 ), which significantly broadens the emission lines, thus giving its name to the region.

Dusty torus

Unification models, described in section 1.3.4 require the presence of a large dusty torus around the central black hole, optically thick to soft X-ray and UV emission when viewed from angles above a certain value θ crit . There are many models for dusty torus that can be found in Netzer 2015, and the general view is that, for matter to be accreted from the galaxy onto the inner accretion disk, AGNs must contain a larger disk-like structure, extending up to 1 -100 pc in size, with a rotation axis not necessarily aligned with that of the inner accretion disk. Though it is usually refered to as a torus, it actually exhibits different geometries (clumpy, torus, disk-like), and can have various sizes and optical thickness. Indeed, the existence of dusty torus has been confirmed by recent high resolutions observations (see figure 1.18), which infer a size of a few to a few tens of parsecs for this torus [START_REF] Raban | The core flux of the brightest 10 µm galaxies in the southern sky[END_REF][START_REF] Tristram | The dusty torus in the Circinus galaxy: a dense disk and the torus funnel[END_REF][START_REF] García-Burillo | ALMA Resolves the Torus of NGC 1068: Continuum and Molecular Line Emission[END_REF].

Narrow line region

Extending from just outside the dusty torus, and up to thousands of parsecs in the ionization cone formed by the opening angle of the dusty torus, the so-called "narrow line region" is made of low density dusty ionized gas. Due to a lower velocity dispersion, the lines are much narrower, and the low densities allows for the presence of the so-called forbidden lines.

Jets

In about 10% of the AGNs, we see the presence of relativistic jets, very collimated, associated with a strong radio emission. This will be discussed in detail in 1.3.5.

Unification model

Over the year, active galaxies and quasars have been classified into different categories. The first element discriminating between categories is the presence or not of a strong non-thermal radio emission, the other is the form of the spectrum, and more particularily the presence and width of the different lines. For a low radio emission (radio-quiet), active galaxies are classified as Seyfert 1 or Type-1 if they show broad allowed lines (1000 -20 000 km s -1 ) as well as narrow high excitation lines, many of which are forbidden, and Seyfert 2 or Type-2 if they show only narrow lines. For a strong radio emission (radio-loud), active galaxies can be classified as BLRG (Broad Line Radio Galaxy) or NLRG (Narrow Line Radio Galaxy) with the same dichotomy as for Seyfert 1 and 2. Finally an AGN will be categorized as a blazar or BL Lac if its spectrum presents extremely weak or even undetected emission lines.

However, it soon became clear that the different categories of AGNs were actually the same objects, but seen from a different angle. This led to unification models, where only a few categories of intrinsically different AGNs remains, and figure 1.19 gives the broad lines. Firstly, the non thermal radio emission is thought to come from the synchrotron emission from relativistic electrons in the jet. The presence or not of a jet explains the dichotomy between radio-loud and radio quiet, and will be discussed in more details in section 1.3.5. Also, the presence of a dusty torus is used to explain the dichotomy between the narrow line and broad line emission. Indeed, depending on the angle between the line of sight and the axis of the dusty torus, the broad line region can be visible (Type-1 or BLRG) or completely obscured (Type-2 or NLRG). This assumption is backed up by the fact that looking only at the polarized light, it is sometimes possible to see the broad line region in a Seyfert 2 galaxy, through its reflection on the electrons of the ionized region [START_REF] Antonucci | Spectropolarimetry and the nature of NGC 1068[END_REF][START_REF] Miller | Spectropolarimetry of high-polarization Seyfert 2 galaxies and unified Seyfert theories[END_REF]. Also when the jet of a radio galaxy is almost aligned with the line of sight, then the continuum is doppler boosted but not the emission lines, resulting in them being hardly observable (Blazar or BL Lac). This unification model still does not grasp other differences such as the Fanaroff-Riley classification [START_REF] Fanaroff | The morphology of extragalactic radio sources of high and low luminosity[END_REF], nor explains the reasons of the presence or not of a jet. However this is more than enough for the purpose of this work. For a more detailed treatment, see e.g. Netzer 2015 (for the radio quiet AGNs), Tadhunter 2016 (for the radio loud AGNs).

Radio loud quasar, jetted AGNs

In this section I will sketch the broad lines concerning the so-called "radio loud" AGNs. The radio loudness of a quasar is usually defined as a ratio between its radio and optical luminosity (e.g. [START_REF] Ivezić | Optical and Radio Properties of Extragalactic Sources Observed by the FIRST Survey and the Sloan Digital Sky Survey[END_REF][START_REF] Baloković | Disclosing the Radio Loudness Distribution Dichotomy in Quasars: An Unbiased Monte Carlo Approach Applied to the SDSS-FIRST Quasar Sample[END_REF], or between its radio and X luminosity (e.g. La [START_REF] Franca | Tools for Computing the AGN Feedback: Radio-loudness Distribution and the Kinetic Luminosity Function[END_REF]. The presence of a dichotomy in the distribution of this parameter led to the idea that they came from two distinct populations, and as stated above, it is now thought that radio loud quasars correspond to jetted AGNs. The magnetic field of the AGN, thought to be responsible for the launching and collimation of the jets, is also responsible for the helicoidal motion of the relativistic electrons in the jet, resulting in a strong synchrotron emission. The conditions under which a jet can form are complicated, and not at all settled. I will give here the main ideas that are of interest for the rest of my work. There are two main mechanism in forming jets: the Blandford Znajek process [START_REF] Blandford | Electromagnetic extraction of energy from Kerr black holes[END_REF] and the Blandford Payne process [START_REF] Blandford | Hydromagnetic flows from accretion discs and the production of radio jets[END_REF]. In the Blandford Znajek process, the jet is formed by extracting rotational energy from a Kerr black hole. Indeed, the black hole accretes ionized gas, and with it the magnetic lines. Electromagnetic energy is extracted in the ergosphere and the outgoing Pointing flux is loaded with particles and finally forms a relativistic jet. This model is satisfactory in that it provides an explanation for highly relativistic jets that we observe around black holes. However, it requires the presence of an ergosphere, i.e. of a black hole, and thus it cannot explain the presence of jets in other objects such as young stars or neutron stars. In the Blandford Payne mechanism however, the jet is launched by gas pressure from a hot magnetically dominated corona, and collimated at larger distances by the magnetic field, but the jet formed in those conditions is never relativistic.

However, both those process fail to explain all the characteristics (power, velocity, collimation) of the jets we observe (see Foschini 2011, for instance), and other hybrid models have been developped that reproduce better the observations [START_REF] Meier | Magnetohydrodynamic Production of Relativistic Jets[END_REF][START_REF] Nemmen | Models for jet power in elliptical galaxies: a case for rapidly spinning black holes[END_REF]. The general view is that the jets are launched preferentially from black holes with high rotation and an ADAF or slim disk. This can be the case in the presence an accretion close to the Eddington limit, or on the contrary, for an accretion well below the Eddington limit (< 0.01), and the two different scenarii are thought to result in very different jets, and could in particular explain the Fanaroff-Riley classification [START_REF] Tadhunter | Radio AGN in the local universe: unification, triggering and evolution[END_REF]. For strongly accreting black holes, the launching of the jet is thought to be intermittent (as in [START_REF] Fender | Towards a unified model for black hole X-ray binary jets[END_REF] for micro-quasars), and could parly explain the fact that at a given time only 10% of AGNs are radio loud.

An extensive review of the radio AGNs can be found in [START_REF] Wiita | Cosmic Radio Jets[END_REF]Tadhunter 2016, who give valuable information about the typical environment, gas content, morphology of the galaxies hosting jetted AGNs, as well as the triggering events.

Spectral Energy Distribution

AGNs have been observed from the radio to the hard X-rays, and their spectrum is not as simple as that of stars: it cannot be explained by a single process or state of matter, and it is far from a simple blackbody spectrum. The typical spectrum of an AGN is composed of:

• The so-called Big Blue Bump (see section 1.3.3), in the optical-UV and soft Xrays, caused by the thermal emission of the gas in the accretion disk.

• Another bump in the infrared, caused by the heated dust in the obscuring torus and decreasing sharply around 1.5 µm, due to dust sublimation [START_REF] Sanders | Continuum energy distribution of quasars -Shapes and origins[END_REF]). The far infrared may also come from colder dust from the host galaxy, heated by the stars.

• The hard X-rays, when present, originate from the hot corona: UV photons from the disk are comptonized by hot electrons in the corona, resulting in a power law spectrum with an exponential cut-off around ∼ 100 keV corresponding to the temperature of the corona (see section 1.3.3).

• For radio loud quasars, the radio emission comes from synchrotron emission from the helicoidal motion of relativistic electrons in the jet (see section 1.3.5). For radio quiet quasars, the strong magnetic fields near the black hole combined with the winds are sufficient to generate a small synchrotron emission. Also, for low radio luminosities, the radio emission from the host galaxy can contaminate or even take over the radio emission (especially in high redshift unresolved sources). also provides a distribution for R X , where R X is defined as the ratio of X-ray and radio luminosities.

Luminosity functions

In this subsection I will present the main observations of quasar luminosity functions, that are summarized in figure 1.22. Indeed, for observational as well as cosmological applications, it is important to be able to predict the abundances of quasars in a given luminosity bin, at a given redshift. This quantity is usually represented by the luminosity function φ, which is the number of quasars per unit volume per dex or magnitude (Mpc -3 dex -1 or Mpc -3 mag -1 ), and has been measured at different redshifts and wavelengths. This quantity is derived from the observation of a certain number of quasars, in a given redshift bin. The value of the luminosity function is then determined using methods derived from the 1/V a method from Schmidt 1968 and the error bars using Poisson noise [START_REF] Gehrels | Confidence limits for small numbers of events in astrophysical data[END_REF]). I will present here only on the high redshift results, that will be useful to constain my quasar models (see chapters 4 and 5).

Optical-UV

For the optical-UV, the luminosity function is usually expressed as a function of M 1450 , the absolute magnitude at 1450 Å, and have been determined up to redshift ∼ 6 by different authors, mostly using the SDSS survey [START_REF] Glikman | The Faint End of the Quasar Luminosity Function at z ∼ 4[END_REF]Willott et al. 2010b;[START_REF] Mcgreer | The z = 5 Quasar Luminosity Function from SDSS Stripe 82[END_REF][START_REF] Ross | The SDSS-III Baryon Oscillation Spectroscopic Survey: The Quasar Luminosity Function from Data Release Nine[END_REF][START_REF] Kashikawa | The Subaru High-z Quasar Survey: Discovery of Faint z 6 Quasars[END_REF][START_REF] Giallongo | Faint AGNs at z > 4 in the CANDELS GOODS-S field: looking for contributors to the reionization of the Universe[END_REF][START_REF] Jiang | The Final SDSS High-redshift Quasar Sample of 52 Quasars at z>5.7[END_REF]).

X-rays

The X-ray luminosity functions are often expressed in terms of the integrated luminosity in the 2 -10 keV band. The telescope Chandra allowed the detection of a considerable number of high redshift quasars, and allowed the determination of the luminosity function up to z ∼ 5 [START_REF] Fiore | Faint high-redshift AGN in the Chandra deep field south: the evolution of the AGN luminosity function and black hole demography[END_REF][START_REF] Ueda | Toward the Standard Population Synthesis Model of the X-Ray Background: Evolution of X-Ray Luminosity and Absorption Functions of Active Galactic Nuclei Including Compton-thick Populations[END_REF][START_REF] Aird | The evolution of the X-ray luminosity functions of unabsorbed and absorbed AGNs out to z∼ 5[END_REF].

Radio

The radio luminosity function has had much less statistics to rely on. Currently, state of the art luminosity functions can be found in [START_REF] Smolčić | The VLA-COSMOS 3 GHz Large Project: Cosmic evolution of radio AGN and implications for radio-mode feedback since z 5[END_REF], up to z ∼ 4, using the 3 GHz radio data from the VLA-COSMOS field. According to [START_REF] Ghisellini | Radio-loud active galactic nuclei at high redshifts and the cosmic microwave background[END_REF], the lack of radio loud quasars at higher redshift could very well be caused by the growing energy density of the CMB with increasing redshift: the relativistic electrons would preferentially cool by inverse compton scattering off CMB photons, instead of synchrotron emission.

Chapter 2

Numerical tools

2.1 Numerical methods

AMR vs SPH

There are two different ways of looking at the equations of hydrodynamic: one can sit at a particular place and look at the properties of the fluid (Eulerian approach), or one can follow the fluid elements (Lagrangian approach). Numerically speaking the Eulerian approach consists in projecting the properties of the fluid on a grid, while the Lagrangian approach represents the fluid as a number of particles in motion with respect to each other.

AMR

Numerically, grids are the most simple approach to solving hydrodynamics, and have always been very popular. While using a regular cartesian grid is the simplest approach, it proves quickly unsatisfactory in astrophysics. Indeed, in most simulations, there are over-dense regions, where one would like to have the maximum spatial/mass resolution, and under-dense regions where this resolution is not needed. As a result, many gridded codes use the so-called "Adaptive Mesh Refinement" (AMR) technique, which consists in splitting recursively the cells of the grid (usually in 2 n dim ) until the desired resolution is achieved. The most basic criteria for choosing the resolution, used in most AMR codes, is to resolve the local Jeans length with at least a certain number of cells, which corresponds to a certain mass resolution. However, the maximum number of levels in the AMR grid has to be set to a certain value, depending on the subject of the study, and the available computational power, as otherwise the simulation would constantly open new levels until even the individual stars are resolved, and this is obviously not possible in cosmological scale simulations as the computation cost would be prohibitive. One has to choose the last level to be opened, and this will set the space resolution of the simulation.

67

Figure 2.1: The two main approaches to astrophysical numerical simulations. On the left, a simulation run with the AMR code RAMSES [START_REF] Teyssier | Cosmological hydrodynamics with adaptive mesh refinement. A new high resolution code called RAMSES[END_REF], the different colors correspond to different levels of refinement. On the right, a simulation run with the SPH code LICORICE (see 2.2), the colors map the density.

SPH

The Lagrangian approach is represented by the so-called "Smoothed Particle Hydrodynamics" (SPH). It has been introduced by [START_REF] Lucy | A numerical approach to the testing of the fission hypothesis[END_REF] and Gingold and Monaghan 1977, and has been popularized in astrophysics by [START_REF] Hernquist | TREESPH -A unification of SPH with the hierarchical tree method[END_REF]. The fluid is composed of particles with a set of properties: position, velocity, mass, temperature... and those quantities can be determined at any point in space using the so-called smoothing Kernel W (r r r, h), where r is the distance to the particle and h is the smoothing length, that is the radius of influence of the particle, above which W is equal to zero. A given physical quantity f (r r r) can be obtained at any position by a weighted average of the values f i carried by each particle. In the "scatter" approach of SPH, it is given by:

f (r r r) f (r r r ) = f (r)W (r r r -r r r , h(r r r ))d 3 r r r (2.1)
where the integral is over the whole space. Going from this equation to a discretised set of particle, and solving the equations of hydrodynamic is detailed in 2.2.3 and Hernquist and Katz 1989.

In order for the SPH approximation to work, the smoothing lengths have to be chosen so that each particle i has a certain number of "neighbours" closer than h i . Indeed, the hydrodynamic evolution (dynamics, temperature...) of a particle is also obtained by summation over the closest particles, and a certain number of neighbours have to be present in order to beat down the noise. In the usual implementations of SPH, a constant smoothing length h was used, but for astrophysics, the gravitational collapse can change the typical scales by orders of magnitude, and this would not work properly, and led to choose an adaptive smoothing length.

In SPH, the mass resolution is taken into account by the choice of the mass of the particles, and the spatial resolution is naturally adaptative as it is equal to the smoothing length, that scales as n -1/3 where n is the density. However, a lower limit on the spatial resolution also has to be taken into account, as close gravitational encounters lead to strong numerical diffusion. This is usually done by gravitational softening below a scale , which both depends on the mass resolution and the chosen timestep. This can be implemented in particular by choosing a minimum value for the smoothing length, of order which is also a good idea to avoid artifical fragmentation [START_REF] Gingold | Kernel estimates as a basis for general particle methods in hydrodynamics[END_REF][START_REF] Hernquist | Application of the Ewald method to cosmological N-body simulations[END_REF] Dark matter

In both AMR and SPH, dark matter is represented as particles. Indeed, it is assumed to only interacts through gravity, and it is more efficient to treat is as collisionless particles. However, as described in the next subsection, both codes usually calculate differently the gravitational force.

Gravity

Solving the gravity is very different from solving hydrodynamics, as it is a long-range interaction, and the contribution of all the matter in the box, and even of all the periodic replicas of the box, has to be taken into account. For AMR codes, dark matter particles are projected on the grid to determine the density, and then the force is obtained by solving Poisson's equation on the grid. In fixed grid, this is usually done by using the Fourier transform on the grid, which scales as O(N log N ) where N is the number of cells in the grid. However, in adaptive grid, this is much more tricky, and other methods have been developped in order to solve this problem [START_REF] Couchman | Mesh-refined P3M -A fast adaptive N-body algorithm[END_REF][START_REF] Kravtsov | Adaptive Refinement Tree: A New High-Resolution N-Body Code for Cosmological Simulations[END_REF][START_REF] Guillet | A simple multigrid scheme for solving the Poisson equation with arbitrary domain boundaries[END_REF], and are in particular used in ART [START_REF] Kravtsov | Adaptive Refinement Tree: A New High-Resolution N-Body Code for Cosmological Simulations[END_REF] and RAMSES [START_REF] Teyssier | Cosmological hydrodynamics with adaptive mesh refinement. A new high resolution code called RAMSES[END_REF].

For particle-based simulations, such as SPH or N-body simulations, one can also use the Particle in Mesh (PM) algorithm, projecting the density on a grid, but this would result in a loss of spatial resolution if the grid is not adaptive. In a more precise approach, the force excerted by a particle can also be obtained by summing the contributions of all the particles in the box. In all cases, a naive implementation would lead to a complexity of O(N 2 ) where N is the number of particles or cells in the simulation. However, more subtle algorithms have been developped, such as P3M [START_REF] Hockney | Computer Simulation Using Particles[END_REF] or the Barnes-Hut algorithm [START_REF] Barnes | A hierarchical O(N log N) force-calculation algorithm[END_REF] which can bring the complexity of the algorithm down to O(N log N ).

In cosmological simulation, it is highly recommanded to use the periodic boundary conditions, as otherwise the whole box would collapse towards its center of mass. When gravity is implemented by solving Poisson's equation on a grid, the Fourier transform implicitly takes care of the periodicity. For particle based codes however, one has to sum the contribution of the particles or cells over all their periodic replicas, and this sum converges very slowly. Instead, the force is calculated (and often tabulated beforehand) by using Ewald's summation (see 2.5 for a detailed description).

Radiative transfer

Radiative transfer is a complicated subject, and a number of very different codes have been developped, with varying precision and performances, and a comparison between the different codes can be found in [START_REF] Iliev | Cosmological radiative transfer codes comparison project -I. The static density field tests[END_REF][START_REF] Iliev | Cosmological radiative transfer comparison project -II. The radiation-hydrodynamic tests[END_REF]. In this section I will try to present the different approaches to radiative transfer. Most radiative transfer codes can be put into one of the following categories:

Full ray-tracing algorithms

The full ray-tracing algorithms are the most precise and as a result the most expensive in CPU time, and they are usually restricted to post-processing, and for that reason I will not go into the details of those methods. Even though the Monte-Carlo methods described below are also ray-tracing algorithms, I will only use this term for the full raytracing algorithm presented in this paragraph. The fundamental idea is to propagate the photons from every source in the simulation, to every cell in a grid (already existing, or created for the purpose). This scales as the product of the number of cells by the number of sources, which is considerable as the number of sources can reach prohibitive numbers. However, this is the most correct way of handling radiative transfer.

This technique is used, among others, by C2Ray [START_REF] Mellema | C 2 -ray: A new method for photon-conserving transport of ionizing radiation[END_REF]), RH1D [START_REF] Ahn | Does radiative feedback by the first stars promote or prevent second generation star formation?[END_REF], Flash-HC [START_REF] Fryxell | FLASH: An Adaptive Mesh Hydrodynamics Code for Modeling Astrophysical Thermonuclear Flashes[END_REF]. RSPH [START_REF] Susa | Formation of Dwarf Galaxies during the Cosmic Reionization[END_REF]) also uses a ray-tracing algorithm, which is fully SPH: the photons are propagated between neighbouring SPH particles, even if it means that the exact path of the photon is not a straight line (see also [START_REF] Kessel-Deynet | Ionizing radiation in smoothed particle hydrodynamics[END_REF], for details about this procedure).

The ray-tracing algorithms presented in Trac and Cen 2007 and Wise and Abel 2011 (MORAY) use splitting and merging of the rays in order to optimize the performances: the photons are merged in coarse cells, and spit in high resolution ones. This allows to improved the performances greatly, and to run coupled simulations, but those algorithms still scale linearly as the number of sources, which can considerably limits their performances.

Moment-based methods

The evolution of the specific intensity I ν (x x x,n n n,t), where x x x is the position and n n n the direction, is governed by the equation of radiative transfer [START_REF] Gnedin | Reionization of the Universe and the Early Production of Metals[END_REF]:

1 c ∂I ν ∂t + n n n.∇ ∇ ∇I ν = -κ ν I ν + η ν (2.2)
where κ ν (x x x,n n n,t) is an absorption coefficient, and η ν (x x x,n n n,t) a source function. This equation is usually considered in different frequency bands, in which I ν is assumed to be independant of ν.

The idea of the moment-based method is to take the moments of this equation. If we take the moment of order i of equation 2.2, then we get the time evolution of this moment as a function of the moment of order i + 1. As a result, if one chooses to take the n first moments of the equation, one has to somehow determine the moment of order n + 1, this is the so called "closure relation ".

Most moment-based methods, if not all, use at most the first two moments, that is the photon number density N ν and the flux F ν . There are several ways of closing the equations used by the moment-based algorithms:

• the FLD (flux limited diffusion) approximation only uses the first moment and relies on the fact that the medium is optically thick. While this approximation can be correct in dense neutral regions, this is not suitable in ionized regions. This formalism is used in particular by ENZO-RT [START_REF] Reynolds | Self-consistent solution of cosmological radiation-hydrodynamics and chemical ionization[END_REF]).

• the optically thin variable Eddington tensor formalism (OTVET, [START_REF] Gnedin | Multi-dimensional cosmological radiative transfer with a Variable Eddington Tensor formalism[END_REF]) also uses the first moment, but estimate the direction of the photon flux by summing over all the sources, with the assumption of a transparent medium between the source and the cell. [START_REF] Finlator | A new moment method for continuum radiative transfer in cosmological re-ionization[END_REF] uses the same principle, but without the assumption of a transparent medium, which increases considerably the computation time. This formalism is used by ART [START_REF] Gnedin | Cosmic Reionization on Computers. I. Design and Calibration of Simulations[END_REF]) and GADGET-RT [START_REF] Petkova | An implementation of radiative transfer in the cosmological simulation code GADGET[END_REF] or SLH [START_REF] Gnedin | Redshifted 21 Centimeter Emission from the Pre-Reionization Era. I. Mean Signal and Linear Fluctuations[END_REF]).

• the M1 closure relation uses the first two moments, and uses an ad-hoc closure relation for the radiative pressure tensor. This has the huge advantage of being a local relation, which does not require information outside of the cell. This formalism is used by EMMA [START_REF] Aubert | The Inhomogeneous Reionization Times of Present-day Galaxies[END_REF], RAMSES-RT [START_REF] Rosdahl | RAMSES-RT: radiation hydrodynamics in the cosmological context[END_REF] and ATON [START_REF] Aubert | A radiative transfer scheme for cosmological reionization based on a local Eddington tensor[END_REF].

While the moment-based methods are approximate, they have the huge advantage of scaling with the size of the grid, and not anymore with the number of sources as in Ray-tracing algorithms. As a result, the computation time remains reasonable and radiative transfer on the fly becomes possible. The moment-based methods are naturally associated with gridded codes, as in this formalism radiation is treated just like a fluid with the same kind of equations than hydrodynamics. However, one of the main issues of those methods comes from the fact that as in all propagation equations, the Courant 

Monte Carlo

Another alternative, particularily interesting for SPH codes where no hydrodynamic solver is present, is the Monte Carlo method. First, the different quantities relevant for radiative transfer (density, ionization fraction...) have to be projected on a grid (possibly adaptive). Then, given a spectrum for the radiation field and a list of sources with their luminosities, the algorithm casts a certain number of photon packet per timestep. Each photon packet is given a certain frequency and direction, both chosen randomly from uniform distributions. A purely Monte carlo code would also choose randomly the size of the photon packets, but this is usually not done as it does not particularily improves the performances. Each photon packet is then propagated at the speed of light: for each cell it crosses, the corresponding optical depth τ is calculated, and the photon packet deposits e -τ of its content into the cell. Once the photon has lost most of its content, it is simply deleted. Intrinsically, this method for propagating photons uses the so-called "on-the-spot" approximation: when an ionized atom recombines to the ground state, the emitted photon is assumed to be re-absorbed in the same cell where it was emitted, and the recombination rate has to be modified accordingly. One could get rid of this approximation by treating every cell in the box as a potential source. However, this would greatly increase the computation time, as it would require a much greater number of photons to keep the same level of noise.

In theory, this method is also subject to a kind of Courant condition, and the radiative time-step should not allow the photons to cross more than one cell at a time. While mathematically speaking this does not seem to increase the complexity, saving and reading constantly the photons in the RAM does become a limiting factor. Also, in order to be completely consistent, one should also update the ionization state of the cells at every timestep, which would increase greatly the computing time. However, as no instability is to arise in Monte Carlo methods if the Courant condition is violated, most codes take do not satisfy the Courant condition for the lowest resolution cells, which means in particular that the order in which photons should cross a given cell is not necessarily satisfied, and this is all the more true than the radiative timestep is large.

Also, the ionizing state of a given cell has to be regularily updated, taking into account the number of photons that have been absorbed in the cell and the number of recombinations. This is rather costly, especially when done out of equilibrium, so it should be done as little as possible. However, it cannot be avoided when the incoming photons have substantially modified the ionizing state of the cell (the exact meaning of "substantially modified" being left to the appreciation of the developer).

As in all Monte Carlo algorithms, the discrete number of relalisations results in a noise that scales as √ N -1 , where here N is the number of photons crossing the cell per timestep. The number of photon packet emitted per timestep has to be chosen so that the noise is reduced to the desired value. At early times, when the sources are in isolation inside their ionizing bubbles, a fixed number of photon packets per source should be chosen. However, the number of sources increases dramatically with time and this is computationnaly prohibitive to keep a fixed number of photon per source. Instead, a fixed number of photon packets ought to be chosen, and the number of photon per source will be decreased accordingly. During and after overlap, a given cell will probably see many sources, and the noise will be kept to a reasonable value. However, if the number of photon packets per source decreases too much in isolated regions, then the noise can increase dramatically.

Only a few codes relevant for EoR studies use the Monte Carlo method for radiative transfer. Among them, CRASH [START_REF] Maselli | CRASH: a radiative transfer scheme[END_REF]LICORICE Baek et al. 2009, the second being inspired by the first, and TRAPHIC [START_REF] Pawlik | TRAPHIC -radiative transfer for smoothed particle hydrodynamics simulations[END_REF] which uses a very similar Monte Carlo scheme, but in a fully SPH manner. Indeed, the photons are propagated between SPH particles, even if it means that the direction of the photon is not strictly conserved (see Kessel-Deynet and Burkert 2000, for a description of the pathfinding procedure). Even though Monte Carlo methods might have the disadvantage of having a somehow noisy ionization fraction and temperature (see figure 2.3), they do compete with other codes (see [START_REF] Iliev | Cosmological radiative transfer comparison project -II. The radiation-hydrodynamic tests[END_REF], and have a great advantage over Moment-based methods in that they use the full speed of light and handle shadows properly. The particular implementation of LICORICE is detailed in subsection 2.2.5.

From semi-analytic to fully coupled simulations

Simulating the EoR or the cosmic dawn is extremely demanding. Indeed, an ideal simulation would have a box of order Gpc, in order to beat down cosmic variance, but would resolve scales down to a few kpc in order to account for the sources and the clumpiness of the IGM. Also, one should resolve all atomic cooling haloes, that is down to a few ∼ 10 7 M . Finally the collisionless dynamic of the dark matter should be coupled with the dynamic of the gas as well as radiative transfer. Needless to say that at todays computing power, all those requirement cannot be met at once, and many different approaches have been tried over the years to simulate the EoR, cutting down on one or several of the requirements presented above. This subsection is inspired by Trac and[START_REF] Trac | Computer Simulations of Cosmic Reionization[END_REF][START_REF] Mesinger | Reionization and Cosmic Dawn: theory and simulations[END_REF], and a more detailed review can be found in those two references.

Semi-analytic simulations

The most approximate methods for simulating the EoR are the so-called"semi-numerical" or "semi-analytical" schemes (e.g. [START_REF] Santos | SimFast21: Simulation of the Cosmological 21cm Signal[END_REF][START_REF] Thomas | On the spin-temperature evolution during the epoch of reionization[END_REF][START_REF] Fialkov | The observable signature of late heating of the Universe during cosmic reionization[END_REF][START_REF] Mesinger | The Evolution Of 21 cm Structure (EOS): public, large-scale simulations of Cosmic Dawn and reionization[END_REF][START_REF] Cohen | Charting the parameter space of the global 21-cm signal[END_REF]. They usually rely on the so-called excursion-set approach [START_REF] Bond | Excursion set mass functions for hierarchical Gaussian fluctuations[END_REF][START_REF] Furlanetto | The Growth of H II Regions During Reionization[END_REF]): first the density field is calculated with a low resolution, and then the source distribution as well as the ionization state are derived from this density field. As the propagation of the photons is not directly followed, those methods are computationally much more efficient, and allow for much bigger boxes (up to a few Gpc), or the exploration of a much wider astrophysical parameter space [START_REF] Mesinger | The Evolution Of 21 cm Structure (EOS): public, large-scale simulations of Cosmic Dawn and reionization[END_REF]). Semi-analytic simulations have shown to produce similar power spectra (at the 10% level) than full simulations, down to k ∼ 1hMpc -1 [START_REF] Zahn | Comparison of reionization models: radiative transfer simulations and approximate, seminumeric models[END_REF]. Also, [START_REF] Majumdar | On the use of seminumerical simulations in predicting the 21-cm signal from the epoch of reionization[END_REF][START_REF] Ghara | Prediction of the 21-cm signal from reionization: comparison between 3D and 1D radiative transfer schemes[END_REF] compare semi-analytic schemes with C 2 -ray [START_REF] Mellema | C 2 -ray: A new method for photon-conserving transport of ionizing radiation[END_REF]), a ray-tracing scheme that is used as post-treatment of simulations. They find that the semi-analytic schemes perform quite well on the cosmological scales, and can efficiently be used in that context.

Dark matter and hydrodynamic simulations

The intermediate approach consists in evolving the gas and dark matter without radiative transfer. Sometimes simulations do not even include hydrodynamic, and sometimes they include subgrid recipes in order to model the feedback of radiative transfer. In all cases, the temperature and ionizing field are computed as post-treatment using radiative transfer algorithms such as C 2 -ray [START_REF] Mellema | C 2 -ray: A new method for photon-conserving transport of ionizing radiation[END_REF] or FLASH [START_REF] Fryxell | FLASH: An Adaptive Mesh Hydrodynamics Code for Modeling Astrophysical Thermonuclear Flashes[END_REF]. Some even adopt hybrid approaches, applying semi-analytic schemes on high resolution simulations [START_REF] Mesinger | Can the intergalactic medium cause a rapid drop in Lyα emission at z > 6?[END_REF][START_REF] Choudhury | Lyman α emitters gone missing: evidence for late reionization?[END_REF].

Those simulations provide more realistic predictions of the EoR, and especially below the Mpc scale. Currently, state of the art simulations are able to resolves almost all atomic cooling haloes (∼ 10 8 M ) in boxes of order of a few 100 Mpc [START_REF] Shukla | The effects of Lyman-limit systems on the evolution and observability of the epoch of reionization[END_REF][START_REF] Dixon | The large-scale observational signatures of low-mass galaxies during reionization[END_REF][START_REF] Kakiichi | Recovering the H II region size statistics from 21-cm tomography[END_REF]). These simulations are usually restricted to rather big boxes, as they do not couple radiative transfer with the dynamic of the gas.

Fully coupled simulations

While the simulations presented above neglect or grossly approximate the radiative feedback on the dynamic of the gas and the distribution of sources, this is only a first approximation, and increase in computation power and numerical methods allowed to couple the radiation to the hydrodynamic and gravity. These so called "fully coupled" or "RHD" simulations will be detailed in the next section.

Fully coupled simulations

At present time, only a few simulations codes couple radiative transfer with the dynamic. I will describe here a few state of the art simulations that have been run using coupled codes: RAMSES-RT [START_REF] Rosdahl | RAMSES-RT: radiation hydrodynamics in the cosmological context[END_REF], RAMSES-CUDATON [START_REF] Ocvirk | Cosmic Dawn (CoDa): the First Radiation-Hydrodynamics Simulation of Reionization and Galaxy Formation in the Local Universe[END_REF], ART [START_REF] Gnedin | Cosmic Reionization on Computers. I. Design and Calibration of Simulations[END_REF], EMMA [START_REF] Aubert | EMMA: an adaptive mesh refinement cosmological simulation code with radiative transfer[END_REF], LICORICE [START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF], RadHydro (Battaglia et al. 2013a), GADGET-TRAPHIC [START_REF] Pawlik | The Aurora radiation-hydrodynamical simulations of reionization: calibration and first results[END_REF] and ENZO+MORAY [START_REF] Wise | ENZO+MORAY: radiation hydrodynamics adaptive mesh refinement simulations with adaptive ray tracing[END_REF][START_REF] Bryan | ENZO: An Adaptive Mesh Refinement Code for Astrophysics[END_REF]. This list has no intention of being exhaustive, but rather to give a feeling of what has been done.

SPYNX

The SPHYNX simulation [START_REF] Rosdahl | The SPHINX Cosmological Simulations of the First Billion Years: the Impact of Binary Stars on Reionization[END_REF]) has been run using RAMSES-RT, and simulates two boxes of 5 and 10 Mpc wide. It has been run with 512 3 dark matter particules, allowing to resolve haloes almost down to the atomic cooling threshold with at least 300 particles. The coarsest level of the AMR grid contains 512 cells (∼ 20 kpc) and can be refined down to ∼ 10 pc. This allows them to reasonably predict star formation inside those galaxies, and the effect of radiative and supernova feedback. They also produce estimates of the escape fraction from galaxies on the fly, a quantity still very uncertain. They show in particular that the escape fraction considerably varies with time, which could explain the huge scatter observed in other predictions. Interestingly enough, they develop a new method for calibrating initial conditions in small boxes, by choosing a set of initial conditions that reproduces best the average halo mass functions in their box.

Aurora

The Aurora RHD suite of simulation [START_REF] Pawlik | The Aurora radiation-hydrodynamical simulations of reionization: calibration and first results[END_REF], using GADGET and TRAPHIC, simulates boxes from 12.5 to 100 Mpc h -1 , with a number of particles ranging from 2 × 256 3 to 2 × 1024 3 , allowing to resolve atomic cooling haloes with at least 10 dark matter particles. Their simulations are calibrated to reproduce cosmic SFR and Thomson optical depth, though it seems to reionize too early. Analysis of this suite of simulations is expected in upcoming papers. However, their figure 6 already shows an interesting fact: they find that increasing resolution results in a decrease of the mean photo-ionization rate, which is the caused by an increase in small scale optically thick HI absorbers in the IGM (also called Lyman limit systems). This is a general fact that increasing the resolution increases the clumpiness, and with it the abundance of photon sinks.

Cosmic Dawn (CoDa)

The Cosmic Dawn simulation [START_REF] Ocvirk | Cosmic Dawn (CoDa): the First Radiation-Hydrodynamics Simulation of Reionization and Galaxy Formation in the Local Universe[END_REF], or CoDa I, has been run using RAMSES-CUDATON [START_REF] Aubert | A radiative transfer scheme for cosmological reionization based on a local Eddington tensor[END_REF], in a box 91 Mpc wide, with 4096 3 dark matter particles. It was run on the Titan supercomputer at Oak Ridge National Laboratory, and costed 60 000 000 CPU hours. One particularity of RAMSES-CUDATON is that the radiative transfer is run on GPU, achieving a ×80 acceleration factor compared to CPUs, which allows them to use the real speed of light. However, the GPU version of ATON does not work with AMR, and a regular grid of 4096 3 cells had to be used. Another particularity of the CoDa simulation is that it uses initial conditions from the CLUEs1 project: the initial conditions are chosen so that it reproduces approximately the position and properties of the galaxies in the nearby universe, and in particular the local group, at z = 0, in a volume large enough to study both global and local reionization.

The main issue of the CoDa I simulation was an improper calibration that resulted in a late reionization at z ∼ 4.2, and they were unable to match any of the observable constraints (namely, SFR, ionization fraction and UV background). In order to get around this issue, they apply a simple time rescaling z → 1.3 z which surprisingly allows them to match all their observables. While this issue is to be solved by rerunning the simulation (CoDa II project), the results from CoDa I are still very interesting. Indeed, they find that at and beyond the overlap phase, almost all haloes below ∼ 2 × 10 9 M experience a complete suppression of star formation by photoionization heating. If those results are extrapolated at z = 0, this would be an elegant solution to the missing satellite problem (the fact that dark matter simulations over-predict the number of satellite galaxies observed at z = 0): they are not missing but dark, as their star formation has been suppressed. These results highlights the fact that the radiative feedback cannot be ignored, and that fully coupled simulations are essential in understanding precisely reionization.

Run with EMMA, the simulation CoDa I-AMR is a second attempt, with the same setup and initial conditions as CoDa I, also run on Titan, but with only 20 000 000 CPU hours. Thanks to improved calibration, this simulation's reionization time is in agreement with [START_REF] Fan | Constraining the Evolution of the Ionizing Background and the Epoch of Reionization with z˜6 Quasars. II. A Sample of 19 Quasars[END_REF] (even though the abundance of x HI post-reionization is underestimated) and the cosmic star formation rate agrees with [START_REF] Bouwens | UV Luminosity Functions at Redshifts z ∼ 4 to z ∼ 10: 10,000 Galaxies from HST Legacy Fields[END_REF]. In addition to being able to predict reionization times for the galaxies from the local group, they also study the reionization times and duration of the haloes in their simulation. They find that the higher the mass, the earlier the reionization time, and the higher the reionization duration. The determination of reionization duration, calculated as the spread in the reionization time of the particles in the galaxy, allows in particular to estimate whether a halo has been reionized in an inside-out fashion (∆t ∼ 120 Myr), or if it has been reionized by an external source (∆t ≤ 60 Myr).

Cosmic Reionization On Computers

The Cosmic Reionization On Computers (CROC) [START_REF] Gnedin | Cosmic Reionization on Computers. I. Design and Calibration of Simulations[END_REF]) is a suite of simulations run with the AMR code ART, with boxes from 20 to 80 h -1 Mpc, a minimum resolution of 125 pc (proper), and a number of dark matter particles from 512 3 to 2048 3 . Their simulations are calibrated on the observed UV luminosity functions, ionization fraction [START_REF] Fan | Constraining the Evolution of the Ionizing Background and the Epoch of Reionization with z˜6 Quasars. II. A Sample of 19 Quasars[END_REF]) and Planck's τ, and they manage a reasonable fit for all those parameters. However, if the other estimates of the ionization fraction presented in figure 1.6 were used, some of their simulations would probably not fit so well the observed reionization history.

The CROC simulations are being analysed very closely, and a number of analysis have been published. In particular, the authors explore the clumping factor [START_REF] Kaurov | Cosmic Reionization on Computers. III. The Clumping Factor[END_REF], the 21-cm signal (Kaurov and Gnedin 2016), the numerical and physical convergence (Gnedin 2016a), the faint-end of the UV luminosity functions (Gnedin 2016b) and the properties of the post-ionization IGM [START_REF] Gnedin | Cosmic Reionization on Computers: Properties of the Post-reionization IGM[END_REF].

Reionization on large scales

The work of Battaglia et al. 2013a is particular, in that it uses a hybrid approach (described in [START_REF] Trac | Imprint of Inhomogeneous Hydrogen Reionization on the Temperature Distribution of the Intergalactic Medium[END_REF]. First they run a N-body simulation with 3072 3 particles in a 100 Mpch -1 box, which allows them to resolve all haloes down to the atomic cooling limit with at least 50 particles. From this, they compute a catalog of haloes, and populate it with radiation sources (as in [START_REF] Trac | Radiative Transfer Simulations of Cosmic Reionization. I. Methodology and Initial Results[END_REF]. Then they rerun the simulation, using the code RadHydro, which evolves simulatenously dark matter, baryons and radiation. Finally, they derive a semi-analytical model to extrapolate the results of this simulation to much bigger boxes (2 Gpc h -1 , ran with 2048 3 dark matter particles). This simulation allows them to make predictions about the CMB [START_REF] Natarajan | Reionization on Large Scales. II. Detecting Patchy Reionization through Cross-correlation of the Cosmic Microwave Background[END_REF]Battaglia et al. 2013b) and the 21-cm signal (La [START_REF] Plante | Reionization on Large Scales. IV. Predictions for the 21 cm Signal Incorporating the Light Cone Effect[END_REF].

Renaissance simulation

The Renaissance simulations [START_REF] O'shea | Probing the Ultraviolet Luminosity Function of the Earliest Galaxies with the Renaissance Simulations[END_REF], are run with ENZO+MORAY, in small boxes (∼ 1 -10 Mpc), which allows them to resolve the substructure of atomiccooling haloes, and begin to resolve molecular cooling haloes. Those intermediate scale simulations are essential, but because of cosmological variance they are difficult to calibrate with observations. As a result, they are more focused on trying to describe the formation of the galaxies and the first sources. From these simulations, O'Shea et al. 2015 derives the UV luminosity functions of the earliest galaxies, Xu et al. 2016a studies their star formation rate and escape fraction, Xu et al. 2016b explores the formation of Pop. III stars, and [START_REF] Barrow | First light: exploring the spectra of high-redshift galaxies in the Renaissance Simulations[END_REF] provides synthetic observations for both HST and JWST.

21-cm SSD

The 21-SSD database [START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF], run with LICORICE, is a suite of simulations with a box 200 Mpc h -1 wide and 1024 3 particles (half baryons, half dark matter). It is described in full detail in chapter 3. The simulations are chosen to map a certain parameter space, composed of uncertain astrophysical parameters. Due to the large number of simulations to run, a resolution of 1024 3 is a maximum, even though it means a lower resolution than the simulations described above: only haloes down to a few 10 10 M are resolved. The typical running time of a simulation from the 21-SSD is 150 000 CPU hours.

Other simulations

As I pointed out earlier, I had no intention of being exhaustive in this section, and I chose only a few simulations. Among those I did not mention: [START_REF] Katz | Interpreting ALMA Observations of the ISM During the Epoch of Reionisation[END_REF][START_REF] Susa | The Mass Spectrum of the First Stars[END_REF], the BlueTides simulation [START_REF] Feng | The BlueTides simulation: first galaxies and reionization[END_REF], the First Billion Years Project [START_REF] Paardekooper | The First Billion Years project: the escape fraction of ionizing photons in the epoch of reionization[END_REF] or the DRAGONS programme [START_REF] Poole | Dark-ages Reionization and Galaxy formation simulation -I. The dynamical lives of high-redshift galaxies[END_REF]. And of course, all the one I have forgotten, or that are now outdated due to the increase in computing power: my thoughts go in particular to SLH [START_REF] Gnedin | Redshifted 21 Centimeter Emission from the Pre-Reionization Era. I. Mean Signal and Linear Fluctuations[END_REF], which in those far-off times, was already coupling hydrodynamic to the radiative transfer, as well as H 2 formation and photo-dissociation !

LICORICE

LICORICE is a Tree+SPH code implemented for solving simultaneously gravity, hydrodynamic and radiative transfer, and for that reason, it is particularly well adapted to simulating the EoR. In addition, the ray-tracing algorithm used in LICORICE allows to calculate the escape fraction accurately compared to moment-based methods. LICORICE has been described described incrementally in different papers [START_REF] Semelin | Formation and evolution of galactic disks with a multiphase numerical model[END_REF][START_REF] Semelin | Lyman-alpha radiative transfer during the epoch of reionization: contribution to 21-cm signal fluctuations[END_REF][START_REF] Baek | The simulated 21 cm signal during the epoch of reionization: full modeling of the Ly-α pumping[END_REF][START_REF] Iliev | Cosmological radiative transfer comparison project -II. The radiation-hydrodynamic tests[END_REF][START_REF] Baek | Reionization by UV or X-ray sources[END_REF][START_REF] Vonlanthen | Distinctive rings in the 21 cm signal of the epoch of reionization[END_REF][START_REF] Semelin | Detailed modelling of the 21-cm forest[END_REF][START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF].

During my thesis I have used, modified and improved the code LICORICE: in this section I make a description of its main aspects, while my contributions will be detailed in the next sections of this chapter.

Data structure and domain decomposition Domain decomposition

LICORICE is parallelized with both OpenMP and MPI. First the box is split into 8 n domains, with n ≥ 2 and each of them is controlled by an MPI task. Practically speaking, that means that LICORICE can run with 64, 512, 4096... MPI tasks. This is quite constraining, but this comes with increasing simplicity and efficiency in domain communications. Then, on each domain, an arbitrary number of OpenMP threads can be chosen, which loosens the restriction on the number of core used. Periodic boundary conditions are applied to the box, so that all the domains are equivalent, and have exactly 26 neighbours.

Data structure

LICORICE is made to work with a fixed number of particle, (usually set to (2 n ) 3 ). Half of them are dark matter particle, and the other half are gas particles, and particles of the same type (gas or dark matter) have the same mass. Star formation is described in subsection 2.2.4, and does not require the creation of new particles. However, "ghost particles" are created and exchanged between domains in order for the particles at the edges of the domain to have a sufficient number of neighbours. A tree is built at every timestep for the computation of the force and the search of SPH neighbours (see subsection 2.2.2). As for radiative transfer, an adaptive grid is built at every timestep, and an array of inflight photon packets is kept between timesteps.

Memory occupation is dominated by the table of particles, which consists in around 148 octets per particle, and the table of inflight photon packets, which weights about 96 octets per inflight photon packet. For a typical simulation of the 21SSD database [START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF], with 1 billion particles and 15 billion photon packets at the end of the simulation, this means a memory occupation of ∼ 100 Go for the particles and 2 To for the photons. As those simulations are run on ∼ 4000 cores, this means at least ∼ 500 Mo per core. However, including other arrays that are used in the code (such as the tree, which weights as least as much as the particles), and the necessary overhead because the domains do not have the same number of particle or sources, this number can reach 1 -2 Go per core ! We can see that LICORICE is a big memory consumer, and actually, it is often limited by the amount of memory per node available in the super computers. However, this increased memory occupation compared to other codes also comes with increased performances.

Gravity

LICORICE uses the Barnes-Hut algorithm [START_REF] Barnes | A hierarchical O(N log N) force-calculation algorithm[END_REF] for the computation of the force, summarized in figure 2.4. First, a tree of cells is built in each domain: the root cell corresponds to the whole domain, and it is split recursively into child cells until there is at most one particle in each cell. Then, climbing down the tree, the mass, monopole and quadrupole of each cell is calculated. The building of the tree is done in O(N log N ) operations, and once it is built, finding a particular cell or particle takes only O(log N ) operations (in particular, this is very useful for finding the SPH neighbours of a particle). [START_REF] Barnes | A hierarchical O(N log N) force-calculation algorithm[END_REF], used in LICORICE. The tree has been built, with at most one particle in each cell. The blue cell of the tree is seen under a sufficiently low angle, and is thus not opened further, while the red cell is too close and is opened.

Then, in order to determine the force on a given particle, the cells are opened recursively until they are seen under an angle smaller than θ (a fixed parameter, usually θ ∼ 0.7) are opened. Then those cells are approximated by they gravitational monopole and quadrupole and contribute for the calculation of the force. Also, as LICORICE uses periodic boundary conditions, the infinite periodic replicas of each cells have to be taken into account, and this is done by summing the monopolar contribution using Ewald's summation [START_REF] Ewald | Die Berechnung optischer und elektrostatischer Gitterpotentiale[END_REF]. The calculation of the force for all the particles requires O(N log N ) operations with this algorithm. In section 2.5 I give a detailed description of Ewald's summation and I compute the equations for summing the quadrupolar contribution of the periodic replicas of a given cell.

Hydrodynamics

Hydrodynamics is solved as in TreeSPH [START_REF] Hernquist | TREESPH -A unification of SPH with the hierarchical tree method[END_REF], and in general it is similar to all SPH codes. I will give the broad lines, and more details about SPH in general can be found in [START_REF] Lucy | A numerical approach to the testing of the fission hypothesis[END_REF]Gingold and Monaghan 1977;[START_REF] Hernquist | TREESPH -A unification of SPH with the hierarchical tree method[END_REF] As described above, in SPH the physical quantities at a given point in space can be obtained by averaging over the neighbours. In TreeSPH and LICORICE, we use the following expression:

f (r r r) f (r r r) f (r r r )W r r r -r r r , h(r r r ) + h(r r r) 2 d 3 r r r (2.3)
where the expression for W in given in [START_REF] Hernquist | TREESPH -A unification of SPH with the hierarchical tree method[END_REF]. In particular, W is continuously derivable, spherical, positive and normalized to 1. It vanishes above 2 × h and satisfy the condition f (r r r )W (r r rr r r , h)d 3 r r r → f (r r r) when h → 0. The density has a simple expression:

ρ(r r r) = N j=1 m j δ(r r r -r r r j ) (2.4) ρ(r r r) = N j=1 m j W r r r -r r r j , h(r) + h j 2 (2.5)
multiplying by ρ(r r r) ρ(r r r) in equation 2.3, and evaluating it at position r i , one gets the following expression:

f (r r r i ) = N j=1 f j m j ρ j W r r r -r r r i , h i + h j 2 (2.6)
where ρ j = ρ(r j ) , and r r r i j = r r r ir r r j . The gradient of a quantity can also be expressed as:

∇ ∇ ∇ f (r r r i ) = N j=1 f j m j ρ j ∇ ∇ ∇W r r r i j , h i + h j 2 (2.7)
Then, the dynamical equations can be written:

dr r r i dt = v v v i (2.8) dv v v i dt = - 1 ρ i ∇ ∇ ∇P i + a visc i -∇ ∇ ∇φ i (2.9)
where φ i is the gravitational potential (calculated above) and a visc i is an artificial viscosity term to allow for the presence of shock waves in the flow. Using equation 2.7, one can express the ρ -1 ∇ ∇ ∇P term as:

∇ ∇ ∇P i ρ i = 2 P i ρ -1 i (∇ ∇ ∇ √ P) i = N j=1 m j 2 P i P j ρ i ρ j W r r r -r r r i , h i + h j 2 (2.10)
The evolution of the internal energy u i can also be determined from the first law of thermodynamics, du = -PdV + T ds, with V = ρ -1 the specific volume, by using the same principles as above. Also, the gas is assumed to follow the ideal gas law in order to close the set of equations

The equations of hydrodynamic can finally be written as:

dv v v i dt = -∇ ∇ ∇φ i - N j=1 m j 2 P i P j ρ i ρ j + Π i j ∇ ∇ ∇W r r r -r r r i , h i + h j 2 (2.11) du i dt = N j=1 m j P i P j ρ i ρ j + 1 2 Π i j 1 2 v v v i j .∇ ∇ ∇W r r r -r r r i , h i + h j 2 + Γ -Λ ρ (2.
12)

P i = (γ -1) ρ i u i (2.13)
where v v v i j = dr i j /dt, Π i j is the artificial viscosity term (that I will not explicit here), Γ a heating term (from radiation), Λ the cooling function (see subsection 1.1.2) and γ the adiabatic index, equal to 5/3 for a monoatomic gas.

Stars

As explained earlier, in LICORICE the number of particles remains constant, and all the baryonic particles have the same mass. As a result, star formation takes places inside the baryonic particles: whenever a particle has a density over a given density threshold (100 times the mean baryonic density for 21SSD), then it starts forming stars following the Schmidt law:

dρ s dt = c eff ρ g (2.14)
where ρ s is the local stellar density and ρ g the local gas density. c eff is a tunable coefficient used to calibrate the simulation. The main drawback of creating stars inside the gas particles is that the dynamic of the stars, which is supposed to be collisionless, is coupled with that of the gas. In order to avoid this phenomenon, as soon as a particle exceeds 2% stellar content, it will gather the stellar content of its SPH neighbours (replacing it with its own gas content). As a result, when star formation occurs in a specific region, the stellar content is quickly centralized in fewer particles. Every time a particle reaches 100% stellar content, it is turned into a star particle, with a colisionless behavior. In the end, the majority of the stellar content resides in stellar particles, thus keeping the coupling between the gas and the stars to a minimum level.

As long as a particle contains a non zero stellar fraction, it will can potentially be counted as a source. The average emissivity per stellar mass is calculated assuming a Salpeter IMF with lower and upper mass cutoffs at 1.6 and 120 M , and a blackbody emission for the stars (see [START_REF] Baek | Reionization by UV or X-ray sources[END_REF] for a complete description). The ionizing UV emission of a source particle is governed by two parameters: its luminosity and its lifetime. Indeed, for simplicity, the sources are assumed to have constant luminosity over 8 Myr, and if new stellar content is added to the particle, the lifetime is again set at 8 Myr and the luminosity is set so that the total emitted energy is conserved. In figure Even though using a constant luminosity is a gross approximation, when the structure of the star forming region is not resolved, the impact of ionizing radiation is cumulative. The timing could be important when considering for example the escape of ionizing photons from a star forming region: depending on the timing, the bulk of the radiation could come before or after the supernovae explosions, which would result in very different escape luminosities. However in the simulations described in this work, we are very far from resolving star forming regions, and we use an average UV escape fraction of 10%. With the objective of running high resolution simulation in smaller boxes and studying the escape fraction, I have implemented in LICORICE the possibility of taking into account properly the time dependance of the luminosity, by recording the star formation for each source. This is detailed in 2.4.

It should be noted that up to now LICORICE has only been used to simulate big boxes ≥ 100 Mpc, and in this context, even a few percent of the mass of the baryonic particle is enough to represent a population of stars. However, if LICORICE had to be used in smaller boxes, where a few percent of the baryonic particle's mass reaches ∼ 1000 M , then recipe for star formation should be changed in order to take into account stochasticity.

Finally, in the version of LICORICE used in chapters 3 and 4, the X-rays are cast from the same source particles, following the precription detailed in 3.1.3. In chapter 5 I present a new implementation of X-rays in LICORICE.

Ionizing radiative transfer

As described in 2.1.3, LICORICE uses a Monte Carlo scheme for radiative transfer. As the generalities about Monte Carlo methods have already been introduced, I will only speak here about the specificities of LICORICE. First, an adaptive grid is built in a similar manner to the Barnes-Hut algorithm, but the refinement is stopped when the cells have at most N max particles, where N max is a tunable parameter (N max = 32 for the simulations of the 21SSD database). At each timestep, photon packets of equal energy, with random direction and frequency are cast, half UV and half X-rays. The frequency of UV photon packets is chosen randomly, using the spectrum from the stellar model of 2.2.4. For X-ray photon packets, the spectrum is assumed to follow a power law, whose spectral index is a free parameter, which governs the hardness of the X-rays. The photons packets are propagated at the speed of light and deposit a fraction of their content in the cells they cross (using the on-the-spot approximation). Then once their energy content decreases below a certain fraction of the initial content (0.025 for X-ray photons, and 10 -4 for UV photons), they are destroyed. However, X-rays have a much longer mean free path than UV photons (see 1.1.4), and as a result, a hard X-ray photon packet can cross several times the box before being destroyed. This is especially true in the end of the reionization process, and hard X-rays photons packets are almost never destroyed. In order to avoid unnecessary calculations, a new method has been developped, and presented in [START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF]: once an X-ray photon has travelled a distance larger than the box size, then it is tagged as a background photon. Once the number of background photons has reached a certain threshold, a fraction of them is killed and their energy content is redistributed to the survivors. Even though X-rays have long mean free paths, they cannot be treated as background when studying the 21-cm signal [START_REF] Semelin | Detailed modelling of the 21-cm forest[END_REF], but once they have travelled such a large distance, it is believed that the information about the location of the source is not important anymore, and that treating them as background photons will not modify the results.

The critical point in radiative transfer is the ionization state of the cells crossed. In LICORICE, the cells ionization state are updated at least after every radiative timestep, or when the neutral fraction has been modified by more than a certain fraction (see [START_REF] Baek | Reionization by UV or X-ray sources[END_REF] for a detailed presentation of the updating procedure). In the older version of LICORICE, this would result in a significant slowdown of the code when the ionization fraction reached a few percents. Indeed, inside ionized bubbles, due to recombination, the cells have a non zero neutral fraction. Then any photon crossing the cell will trigger an update of the ionization state of the cell. This issue has now been fixed, by changing the criteria for updating the cells (taking into account recombination), but it prevented me at the time from running the 10 Mpc boxes simulations that I needed for studies of escape fraction.

Finally, it should be noted that in LICORICE, the RT timestep is equal to the hydrodynamic timestep, which means that a photon can cross several cells per timestep. As a result, the order in which photons cross a given cell is not always respected, and if the cell is updated in between, the result will be different from what is expected. This effect has not been assessed, but we do not see any reason why this would alter significantly the course of the simulation. In order to avoid this problem, radiative transfer should be subcycled, and ideally it should even satisfy the Courant condition. However, this might become computationnaly prohibitive, as is the use of the real speed of light in moment-based methods.

Lyman-α line radiative transfer

The Lyman-α transfer is necessary to evaluate the Wouthuysen-Field effect, when determining the spin temperature (see 1.2.1), but it has no particular effect on the dynamic of the gas, and it is thus run as post-treatment of the snapshots. LICORICE uses for Lyman-α a similar scheme than for ionizing radiative transfer, but with a fixed grid (512 3 for the 21SSD database). Indeed, it is much more efficient that an adaptive grid, and the resolution required for 21-cm observations is quite coarse compared to the resolution of the simulation. Also, even though the Lyman-α transfer relies on the same principles than the ionizing radiative transfer, it requires many more photons to obtain the same level of noise. Indeed, x α has to be evaluated everywhere in the box, and every Lyman-α photon ba- sically contributes to only one cell. X-ray heating also has to be sampled everywhere in the box, but thanks to the photon packet approximation, it contributes to all the cells in its trajectory. Also, UV photons usually contribute to one or a few cells near the ionization fronts, but the sampling of UV photons is mostly required at the ionization fronts, that is only in 2D surfaces, which reduces considerably the sampling required. I will not go into further detail, and the reader can find details about LICORICE's implementation of Lyman-α transfer in [START_REF] Semelin | Lyman-alpha radiative transfer during the epoch of reionization: contribution to 21-cm signal fluctuations[END_REF][START_REF] Baek | Reionization by UV or X-ray sources[END_REF].

Halo finder

My first task as a PhD student has been to study the escape fraction, and in particular its time variations and its dependance on the different properties of a halo. Even though I later moved to another subject, this algorithm proved crucial for studying the impact of quasars, both in post-treatment (chapter 4) and on-the-fly (chapter 5).

2.3.1

The "Friend-of-Friend" algorithm (FoF)

In order for the halo finder to be run on-the-fly, that is at every or every few timestep of the simulation, its computing time had to represent a tiny fraction of an average timestep. The quickest implementation of a halo finder is the so-called "Friend-of-Friend" algorithm, or FoF. First introduced by [START_REF] Davis | The evolution of large-scale structure in a universe dominated by cold dark matter[END_REF], it is particularly adapted to our case since it operates on particles. It is a percolation algorithm, and given a parameter b (usually equal to 0.2), it links together all the particles that are closer to the linking size l ls = b × l mean , where l mean is the mean interparticle distance. The haloes are then defined as the connected components of this graph, that is the groups of "friends of friends". This algorithm is simple to implement and very efficient. Also, it naturally assigns to each particle a unique halo, which is not the case for other types of halo finder such as SO (spherical overdensity, [START_REF] Press | Formation of Galaxies and Clusters of Galaxies by Self-Similar Gravitational Condensation[END_REF]. However, the algorithm is ill-adapted to finding subhaloes inside a bigger halo, and thus the masses of the biggest haloes tend to be overestimated, while the number of small haloes tend to be underestimated. However, as we can see in [START_REF] Knebe | Haloes gone MAD: The Halo-Finder Comparison Project[END_REF] (Haloes Gone Mad, a halo finder comparison project), in cosmological simulations haloes are usually isolated and most halo finders find the same average properties, especially the same halo mass function (hereafter HMF).

Running a FoF algorithm on the dark matter particles is efficient when looking for dark matter haloes, but when run on baryonic particle, it has proved to be quite bad at finding galaxies. For that reason, we will first run the FoF algorithm on the dark matter particles, and deduce the other properties afterwards.

Implementation on a particle tree

The most direct way of implementing a FoF algorithm would be to pick a particle, find its neighbours in a l ls radius, add them to the halo, and continue recursively. Once the halo is fully define, pick another particle which is not already in the halo, and apply the same algorithm. This would be possible for a sequential algorithm, assuming we have the correct data structure. However, this algorithm is expected to work on-the-fly on a massively parallel code and we will have to do with the existing data structure inside LICORICE.

My implementation of the FoF algorithm is hybrid OpenMP and MPI. As explained earlier, in LICORICE, the simulation box is divided into a 2 n ×2 n ×2 n grid, where n ≥ 2, and each MPI task is given one cell of this grid (hereafter a domain). Then, inside a domain, several OpenMP threads work on the whole domain. Each domain will be treated as a separate simulation box, and the problem at the edges will be solved at the end. Also, in LICORICE is built at every timestep a particle tree, which allows a quick search for neighbours (in O(log(N ))). But depending on the density, a search for neighbours in a radius of l ls can bring thousands of neighbours or none. For that reason, I chose to search for the neighbours in a radius of min(h, bl mean ), where h is the smoothing length of the particle. h is adjusted at every time-step so that on average, a particle will have around 24 neighbours. This allows to have similar computing costs for each particle, and improves load balancing. In addition, especially for big haloes, it drastically reduces the number of time the same particle will be visited by the algorithm. But this comes at a cost, and the algorithm is not exact anymore. Indeed, in the case where h < l ls , there is no garanty that some particle will not be forgotten. However, the situations in which the halo finder might fail correspond to situations where the smoothing length of the particle is set too small or the SPH neighbours' distribution is highly anisotropic: both cases are assumed to be very rare in our simulation, as otherwise it would also compromise SPH itself. A confirmation of this fact comes from the fact that our halo finder reproduces well the cosmological test of the [START_REF] Knebe | Haloes gone MAD: The Halo-Finder Comparison Project[END_REF] comparison project (see subsection 2.3.4).

The algorithm comes as follows:

• Do Loop over all the dark matter particles, distributed between OpenMP threads -Search for neighbours in a radius of min(h, bl mean ) where h is the smoothing distance of the particle.

-There are three cases depending on the particle and its neighbours: * None of the particles belong to a halo. Then a new halo is created, and the particles are tagged accordingly. * Exactly one of the particles already belongs to a halo. Then the particles are tagged to belong to this halo.

Figure 2.7: Schematic 2D view of two haloes that are split between neighbouring domains, in two dimensions, as seen by the "green" domain. We can see that in nonpathological cases, there is no difficulty in picking up the pieces of the halo. * Two or more of the particles already belong to a halo. Then one of the haloes is chosen and the particles that do not yet belong to a halo are assigned this one. Also, the information that all those haloes are connected is registered.

• Haloes are merged. This is a rather straightforward implementation, but it is very efficient, especially in terms of parallelization. Indeed, the conflicts between the threads appear only when two threads or more are trying to access the same particle, in which case the threads can only access to this particle one at a time. However, the average number of particles in a domain varies between several hundred thousands, and several millions, and each thread (∼ 20 at most) treats around 25 particles (the number of neighbours) at a time. Thus this kind of conflict is rare, and it does not slow down the algorithm.

Edges

In the simulations that are run with LICORICE, haloes are very small compared to the size of a domain. For that reason, a halo cannot cross an entire domain, and if it belongs to several domains, then they should all be immediate neighbours one from the other. Also in LICORICE, for parallelization sake, each domains sends to its neighbours the particles that are close to the edge, which are called "ghost particles". Thus when running the FoF algorithm on all particles, one already has the information about which halo has particles in which domain.

Figure 2.8: Merging of two tree using the procedure described in 2.3.3. Depending on the nodes by which the two trees are linked (red line), the result is different. In this figure it is assumed that the node 1 has a greater mass than the node 5.

If a halo is split between different domains (see figure 2.7), then it should contain at least one ghost particle from a neighbouring domain, and it is possible to obtain information about the other part of the halo by communicating with this other domain. In theory in the other domain, the halo could be split in several parts, but we dismiss this case that we consider rare enough. Then all the links (halo number 1, domain number 1)↔(halo number 2, domain number 2) are sent to a master domain, which will now sequentially process all this information.

Even though the fraction of haloes at the borders of the domains is small, once centralized in a single domain this can become a huge task, and it needed to be properly implemented. Indeed, the problem is simple when the halo is cut in two pieces, but it can become increasingly complicated when the halo is cut between several domains. In mathematical terms the problem is the following: we have a list of links between haloes, of the form: "halo number a, in domain number b, with mass m and with center of mass x is linked to halo number a in domain number b ". From this list, we want to compute the mass and center of mass of the haloes, before send it back to the different domains.

For that I used a union-find data structure. More precisely, I used a tree whose nodes are of the form (halo number, domain number). Each node has exactly one parent, but can have any number of children. The root of the tree will also contain the information of its own mass, the mass of the entire tree and the center of mass of the tree, and the tree is constructed in a way that the root is always the most massive node.

The algorithm goes as follows: Figure 2.9: As I live under an ash common crane migration corridor, I had the opportunity of observing their behavior and noticed the similarity with the union-find algorithm. In particular, their tree-like formation allows a very quick merging between two groups of cranes. For centuries, the cranes have developped and optimized the union-find algorithm, until a few decades ago, someone came and claimed to have invented it. However, I have never witnessed the cranes undertake path compression...

• Do loop over all links of the type (a, b, m, x) → (a , b ) -If (a, b) does not belong to a tree, then create a tree whose root is (a, b) with root mass m, tree mass m, and center of mass x.

-If (a , b ) does not belong to a tree, pass (the symmetric link (a , b , m , x ) → (a, b) is also in the list, and will be treated later). Otherwise, start mergins the trees to whom (a, b) and (a , b ) belong (see figure 2.8): * Recursively explore each tree down to the root, while keeping all the visited nodes in memory. * Choose the heaviest of the two roots, and set it as the parent for all the visited nodes (including the root of the other tree). This ensures path compression, that is the flattening of the tree. * Adjust the mass and center of mass of the tree accordingly By the end of this algorithm, we have a list of trees, that is a list of haloes, with their mass and center of mass. Each halo will be sent back to the host domain of the root as a regular halo, but with updated mass and center of mass, and this domain will, in turn, send the information to its neighbours that will also update its properties, but will consider this halo as a foreign halo.

The complexity of this algorithm is in O(n), where n is the size of our list of links. Indeed, the merging of the two tree takes at most O(tree height) operations, but this height can never be greater than 8, which is the maximum number of pieces into which a halo can be cut in our setup. This is the best we can get, and as a result this step is negligible compared to the rest of the algorithm.

Comparison with a standard test case

At this point, it is important to check the validity of the algorithm and of my implementation, and it was time to confront the halo finder with the [START_REF] Knebe | Haloes gone MAD: The Halo-Finder Comparison Project[END_REF] Haloes Gone Mad comparison project. Since the halo finder will only be used for cosmological simulations, I only used the 3.2 test case, that is the MareNostrum Universe cosmological simulation. It is a dark matter and gas SPH simulation, in a comoving cube of side 500h -1 .Mpc. There are 1024 3 particles of each type, which resulted in a mass for the DM particles of m DM = 8.3 × 10 9 h -1 .M and for the gas particle of m gas = 1.5 × 10 9 h -1 .M . More details on this simulation can be found in Gottlöber and Yepes 2007, and more details about this test case can be found in [START_REF] Knebe | Haloes gone MAD: The Halo-Finder Comparison Project[END_REF]. One important aspect is that they discard the gas particles in the search for haloes, and thus correct the mass of the haloes by a factor of Ω m /Ω c when comparing to the halo mass functions of the literature. Several FoF halo finders participated in [START_REF] Knebe | Haloes gone MAD: The Halo-Finder Comparison Project[END_REF] comparison project (FoF and pFoF in particular), and we can see that the results for the cosmological test case are satisfying enough. For that reason, I did not expect my halo finder to differ considerably from those two, but this was the occasion of testing for potential mistakes in my implementations.

In figure 2.10 we can see the halo mass function determined by our halo finder, with the two HMFs chosen in [START_REF] Knebe | Haloes gone MAD: The Halo-Finder Comparison Project[END_REF] as close representative of the MareNostrum Universe HMF. We can see that we have a very good agreement with the HMF and with pFoF, as was expected. I chose not to push the comparison further, since there is no reason that our results would differ significantly from those obtained by other similar halo finder.

Calculating the properties of the halo

Once we have constructed the haloes with the dark matter particles, we still need to assign the baryonic particles to those haloes. For that we will compute the fiducial radius R 200 , which is defined as the radius that would have had the halo, if it was a sphere of uniform density 200 ρ cdm , where ρ cdm is the mean density of dark matter in the universe at that redshift. This value of overdensity corresponds roughly to the typical overdensity in top-hat spherical collapse [START_REF] Bryan | Statistical Properties of X-Ray Clusters: Analytic and Numerical Comparisons[END_REF], and is valid only at high redshift (see 2.3.7). The radius is thus defined by the equation:

M halo,dm = 4 3 πR 3 200 × 200ρ cdm (2.15)
Then all the particles in that radius are considered to belong to the halo. If a particle belong to several different haloes, then it will be affected to the last halo to claim it. Once we know the baryonic particles that belong to a halo, we can compute the different properties of the halo: the mass of the gas, of stars, the luminosity, the SFR and the ionisation fraction. The calculation of the escape fraction is detailed in the next section (2.3.6). An example can be found in figure 2.11: I have run my halo finder as post-treatment on a (10 Mpc) 3 simulation, and calculated the different properties of the haloes, as well as the average quantitities. This is already interesting: one can see that the mean escape fraction as well as the scatter decreases as the mass of the halo increases, which is the same trend as in other works (see 1.1.3). The escape fraction drops very quickly below the percent level, but the luminosity averaged escape fraction is equal to 2% for this simulation.

Escape fraction

Because my first task was to study the escape fraction as a function of the different halo properties, I have implemented the calculation of the escape fraction. There are two different implementation, depending on whether we want the information about the escape fraction on-the-fly, or as post-treatment (the "standalone" version).

In the on-the-fly version, I used the existing Monte Carlo photons in order to calculate the escape fraction. For each photon packet generated inside a halo (and in our setup, basically all sources are inside the haloes), we add the information about the domain from which it originates and the number of the halo. In terms of memory this is a minor increase (below 10%), and in terms of computing power it is almost negligible. The initial contents of each photon from a particular halo are summed, as well as the final contents, that is the remaining content of a photon packet when it crosses the radius of the halo (possibly, this information can be sent back to the domain to which belongs the halo). Then the second quantity is divided by the first in order to compute the escape fraction.

The standalone version calculates the escape fraction by casting new photons from each source, and propagating them up to the radius R 200 of the halo. It takes a considerable amount of time as compared as the FoF halo finder, especially at later times, when the number of sources increases, but if the number of photons cast per source is kept at a reasonable value, then the determination of the escape fraction is more precise than in the on-the-fly version. Indeed, in the on-the-fly version the number of photons per source is that of LICORICE radiative transfer, and it is adjusted so that the number of photons cast per timestep remains below a certain value set by the user.

Choice of the linking length

The usual choice for the linking length is b = 0.2. Indeed, it has been shown [START_REF] Cole | The structure of dark matter haloes in hierarchical clustering models[END_REF] that the FoF algorithm with a linking length b corresponds approximately to an overdensity:

∆ 18π 2 0.2 b 3 (2.16)
The typical overdensity in a virialized system in spherical top-hat collapse can be written:

∆ vir 18π 2 + 82(Ω m (z) -1) -39(Ω m (z) -1) 2 Ω m (z) (2.17)
with

Ω m (z) = Ω m Ω m + Ω Λ (1 + z) -3
(2.18)

For z ≥ 6, then ∆ vir 18π 2 178, and we can see that b = 0.2 is a good choice. For z = 0 however, this value drops down to 100, but for simplicity and historical reasons the value of 200 is still used. As shown by [START_REF] Lukić | The Structure of Halos: Implications for Group and Cluster Cosmology[END_REF], using a linking length of 0.2 for the FoF algorithm might result in overpredicting the M 200 mass as compared with the SO algorithm. This is all the more true when the halo is undersampled or has a low concentration factor c (defined below). However, even though they might not have realized it, most of this discrepancy comes only from the use of M 200 instead of M 178 .

One of the drawbacks of the FoF algorithm is that it is prone to over-merging. In particular, two different structures might be connected by small bridge of matter, and the FoF algorithm will consider them as one halo. In order to avoid this problem, one can reduce the linking length. However, by doing so, the mass and radius, and thus all the properties of the haloes, are altered. This means that one has to find a way to deduce the correct mass when choosing a smaller linking length.

In order to do that, we will assume that our haloes follow a NFW profile [START_REF] Navarro | A Universal Density Profile from Hierarchical Clustering[END_REF], and that M 200 M vir , R 200 R vir :

ρ(r) = ρ c δ char xc(1 + xc) 2 (2.19)
where x = R/R 200 and c is the concentration parameter, related to the overdensity by [START_REF] Lukić | The Structure of Halos: Implications for Group and Cluster Cosmology[END_REF]:

δ char ∆ vir c 3 3 f (c) (2.20)
where f (c) = ln(1 + c)x/(1 + c). One can then express the mass at any radius as:

M(r) = M 200 f (cx) f (c) (2.21)
For a given choice of linking length parameter b, the corresponding overdensity is ∆(b) = 1.4b -3 (see equation 2.16). The corresponding radius is given by the implicity equation: 

ρ(R b ) ∆(b) ρ c ⇔ x b c(1 + x b c) 2 0.
M b = M 200 f (x b c) f (c) (2.23)
And one can thus deduce the relations between M b 1 and M b 2 . Those equations are somehow different from that of [START_REF] Lukić | The Structure of Halos: Implications for Group and Cluster Cosmology[END_REF]) who calculated the corrective factor between the masses from FoF (b = 0.2) and SO (at a given ∆). While this would probably give similar results, in our case we want to find the correction between the different values of b, and one has to keep in mind that the FoF with over-density ∆ b finds all particles with density greater than ∆ b , while the SO algorithm finds the radius at which the enclosed mean density is equation to ∆ SO . Finally, at high redshift, [START_REF] Zhao | Accurate Universal Models for the Mass Accretion Histories and Concentrations of Dark Matter Halos[END_REF]) find that the average concentration factor c is almost independant of the mass, and equal to ∼ 4. In order to test the validity of those equations, I ran my halo finder on the same snapshot of a small simulation (10 Mpc h -1 , with 512 3 particles), but with different values of the linking length (b = 0.12, 0.17 and 0.2). In figure 2.12 I present the halo mass functions for the different choices of b, with and without the mass correction. One can see that this is a success (at least at low masses, when Poisson's noise is low), even though the correction between b = 0.12 and 0.2 adds a 10% error.

Merger tree

One last important tool that I developped is the merger tree. The problem it adresses is to be able to follow a given halo through episodes of accretion and merging. Underlying the name of "merger tree" is the assumption that a halo can only grow by accretion or merging, but will not be able to split up. Thus each halo will have only one son, even though it can have several progenitors. This is a rather sound assumption, but this could in theory be challenged for a simple FoF halo finder, where two haloes with different bulk velocities could simply get close enough to be connected by the FoF algorithm, and then split up again. Some halo finders search haloes in the 6-dimensional space (x, y, z, v x , v y , v z ) in order to adress this issue (for instance 6DFoF who apply a regular FoF algorithm on this 6-dimensional phase, see [START_REF] Diemand | Early Supersymmetric Cold Dark Matter Substructure[END_REF]), but we deem this situation to be rare enough to be negligible for our needs.

The merger tree also exists in two versions, on-the-fly and standalone. The on-thefly version of the halo finder constructs the merger tree on a timestep basis, and store Figure 2.13: Part of a merger tree obtained as post-treatment. The number inside the nodes correspond to the number of particles in the halo, and each row correspond to a different snapshot. The halo on the left seems to be in a rather isolated environment, while the other undergoes several major mergings. it in a seperate file, while the standalone version works on the snapshots. Both share the same principle: in LICORICE each particle has a unique ID, and the dark matter particles of previous haloes are searched for in the new haloes. If there are several haloes containing the previous halo particles, then the one that contains the most will be considered as its descendant. The merger tree is important for two reasons. First the on-the-fly version allows to keep the information between two timesteps and when the halo is given a subgrid model, such as a UV or X emission in section (chapter 5), then this is important to respect a continuity of the haloes between the snapshots. Another reason is that we might be interested in the history of the different properties of the haloes, and especially their evolution in special moments of their lives such as mergers or periods of important growth. It also allows to assess whether the scatter in certain quantities (such as the escape fraction or SFR), results from a variation between different haloes or if it corresponds to a time variation.

Halo imaging catalog

I order to understand more precisely the impact of supernovae feedback, as well as to understand the reasons of the scatter in escape fraction, I developped a tool to image all the haloes in the simulations. An example of the output can be found in figure 2.14. I did not have the occasion yet of using this tool, but it will surely be usefull for chapter 5, if used on the fly, to see directly the impact of a quasars duty cycle.

Radiative and Supernovae feedback

In LICORICE, as a default setup, each particle containing stars has a certain luminosity and lifetime, and if as long as no more star formation occurs in the particle, it will shine at this constant luminosity until it reaches the end of its life. However, if star formation occurs within the particle, then the luminosity and lifetime are adjusted in a way that preserve the total emitted energy of the old stars and the newly formed ones (see 2.2.4). This approximate treatment is usually satisfying in big cosmological volumes, where the structure of the star forming regions is underresolved, and the UV emission of the stars has then a cumulative effect. However, in smaller boxes such as the ones I experimented with ((10 Mpc h -1 ) 3 with 1024 3 particles), the substructures of the star forming regions are better resolved and it becomes important to take into account the disruption of these regions by the stellar feedback, and especially the supernovae feedback.

Indeed, in absence of supernovae feedback, the stars tend to remain trapped inside the star forming regions and almost all their radiation is absorbed. When included, supernovae feedback has two opposite effects. First it can blow holes, or even desintegrate the ISM [START_REF] Rosdahl | The SPHINX Cosmological Simulations of the First Billion Years: the Impact of Binary Stars on Reionization[END_REF], allowing massive amounts of radiation to escape, but this comes at a cost, and the energy injected by the supernovae tends to quench the star formation. And this is all a question of timing: the massive stars constitue most of the emitted UV radiation, and they are the first to burst into a supernovae. However, once those stars have exploded and gave way for radiation to escape, it is already too late and the remaining stars are not bright enough to contribute efficiently to reionization. Thus, if only one generation of stars is formed, the supernovae feedback might have a negative effect on the amount of escaped radiation. On the contrary if several generations of stars are formed in a short (a few tens of Myrs) timescale, then the supernovae from the first generation will allows the radiation of the other generations to escape, and then the supernovae feedback might have a positive effect on the amount of escaped radiation. Once the first generation of stars has burst into supernovae, the gas is blown away from the region, or even the galaxy and it will be some time before star formation can occur again in the region [START_REF] Muratov | Revisiting the First Galaxies: The Effects of Population III Stars on their Host Galaxies[END_REF]). See 1.1.3 for a more detailed description of supernovae. This means that in small boxes, the precise timing of star formation should be taken into account in order to compute the radiative and supernovae feedback. In LICORICE, the energy released by a given mass of stars in their lifetime is computed using the procedure described in [START_REF] Baek | Reionization by UV or X-ray sources[END_REF]. With the information about the IMF, as well as the lifetime and luminosity of the stars as a function of the mass, we can compute the UV luminosity per unit of stellar mass, as a function of time, of a given population of stars. Also, assuming that all the stars between 8 and 120 solar masses burst into a type II supernovae, releasing an energy ∼ 1 × 10 51 erg independant of the mass of the star, we can derive the amount of supernovae energy released per unit of stellar mass as a function of time. Those two curves are shown in figure 2.15. We can see that the supernovae feedback decreases slowly at the beginning, and then experiences a sharp cut-off around 50 Myr. At ∼ 60 Myr, it vanishes, as the last stars to form a supernovae (around 8 M ) have exploded. We can see that the radiative feedback experiences a sharp drop at 10-20 Myrs, and then decreases slowly. At 60 Myr however, the amount of energy released by the stars is only ∼ 70% of the integrated luminosity, and the instantaneous luminosity is very weak, so I chose to cut the luminosity of the stars after 60 Myr and I boosted by a factor of 1/0.7 the luminosities of the higher mass stars in order to conserve the total emitted luminosity.

In order to reproduce the timing as accurately as possible, I record the star formation history inside each source particle for the past 60 Myrs (with around 20 bins), updated at every timestep. A simple convolution of this star formation history with the curves shown in figure 2.15 allows to give the stellar feedback for the current time-step. Only a few percent of all baryonic particles have stellar content, and the cost in memory as well as in CPU time is negligible.

While the implementation of the radiative feedback remains unchanged (only the luminosity is different), I also had to implement the supernovae feedback. Implementing supernovae feedback is tricky, as it consists in releasing a vast amount of energy in a small amount of time. As a result, numerical diffusion tends to considerably reduce the energy deposited, and when it is deposited as thermal energy, it is also quickly dissipated by the cooling mechanisms. As a first try, I distributed the energy as a shock-wave: all SPH neighbours were given a radial kick corresponding to the energy released by the supernovae. I tried at the time to run the same simulation with and without supernovae feedback, but it made almost no difference. Due to issues with running the small scale simulations, I did not inquire further into this problem, but it seems that at the time, due to a conversion mistake, I had underestimated the energy released by a factor of 10. Future tests should show whether, with the corrected version, the supernovae feedback has an important impact or not.

Ewald's quadrupoles 2.5.1 Motivations

At some point we ran into a problem with LICORICE. Indeed, the predicted HMF were completely underestimated and we thought that LICORICE's integration at very high redshift might be inacurrate. The first thing I did in order to solve this problem was to implement a new integration scheme. Indeed, before that, the equations of motions were given by:

m dv v v dt = f f f -2m ȧ a v v v (2.24)
and integrated using a classical leap-frog scheme. However, term due to the expansion can easily be removed by a simple change of variables:

m d(a 2 v v v) dt = f f f (2.25)
Using this trick, at early times when the force is negligible, the integration is almost exact. I implemented this scheme in LICORICE, but unfortunately this did not solve the problem. Then we started suspecting that the Barnes-Hut algorithm might fail at early time, when the distribution of matter is close to uniform. I tried to reduce considerably the parameter θ at early time, and I also implemented the splitting of the distant domains into several cells in the tree, as in the older version of LICORICE, some cells from the distant domains might have a viewing angle above θ. However, it made no difference to our problem, so we turned our attention on the quadrupolar contribution of the periodic replicas of a cell. Using Ewald's summation on the quadrupoles is not new to astrophysics (e.g. [START_REF] Davé | Parallel TreeSPH[END_REF]), but there is not, to my knowledge, any available litterature on the subject. I thus considered my duty to determine the equations for Ewald's quadrupoles, and to make it available to the community. We later realised that the errors in the predicted HMF actually came from a misleading notation in the documentation of MUSIC, which we used for generating the initial conditions of our simulation. I still took my duty to heart and went through those dreadful equations. Most of the equations presented in this section are computed in full detail in the appendice, I will only describe the main steps and results.

Ewald's summation

Ewald's summation has been introduced first in Ewald 1921 as a method for computing electrostatic energies of ionic crystals. It has since been used in many cases to compute long range interactions in periodic systems, especially the Coulomb interaction. It has been introduced in astrophysics by [START_REF] Hernquist | Application of the Ewald method to cosmological N-body simulations[END_REF], and has been used in tree codes such as PTreeSPH [START_REF] Davé | Parallel TreeSPH[END_REF], GADGET [START_REF] Springel | GADGET: a code for collisionless and gasdynamical cosmological simulations[END_REF] or LICORICE. Indeed, in the periodic particle algorithms, the force one particle excert on another has to be summed over all periodic replicas. This naive summation converges extremely slowly for long range interactions such as gravity, and thus a more subtle summation is needed.

Ewald's summation allows to write the effective one particle potential as:

ψ(x x x) = π 2 α 2 L 3 - n n n erfc(α|x x x -n n nL|) |x x x -n n nL| - 1 L h h h 0 1 π|h h h| 2 × exp - π 2 |h h h| 2 α 2 L 2 cos 2π L h h h.x x x (2.26)
where α is a parameter usually set to 2/L, and h h h ∈ N 3 . The force is calculated by taking the gradient of this equation (term by term).

Approximation over a subset of particles

However, LICORICE and other tree codes use the Barnes-Hut algorithm described in section 2.2.2 and in [START_REF] Hernquist | TREESPH -A unification of SPH with the hierarchical tree method[END_REF]: at a certain distance from the position where the force is calculated, the particles are grouped together in a cell and their contribution to the potential is approximated using their monopole and quadrupole. More precisely, if a group of particles has a mass m, a center of mass x x x, and a quadrupole Q, its contribution to the potential is written:

mψ(x x x) + m x x x.(Qx x x) x 5 (2.27)
However in this formula, the quadrupolar contribution of the periodic replicas of the group of particles is not taken into account. If the tolerance parameter θ is set too high, this could lead to a non negligible error on the potential and force. In order to simplify those expressions, let us define, for a given y y y and group of particles D: y y y n n n = y y yn n nL 

I I I = j∈D (x x x j -x x x D ) 2 Q Q Q = (Q 11 ,Q 12 ,Q 13 ,Q 22 ,Q 23 ) Y Y Y n n n = (y 2 n n n,1 -y 2 n n n,
H H H = h 2 1 -h 2 3 , 2h 1 h 2 , 2h 1 h 3 , h 2 2 -h 2 3 , 2h 2 h 3
Then the quadrupolar contribution of this group of particles to the potential and the force can be written as:

ψ quad (x x x -x x x D ) = - 2π 3L 3 I + Ψ Ψ Ψ quad (x x x -x x x D ).Q Q Q f f f quad (x x x -x x x D ) = F F F quad (x x x -x x x D ).Q Q Q where Ψ Ψ Ψ quad (y y y) - n n n 1 2 2αy n n n √ π 1 + 2 3 α 2 y n n n 2 e -α 2 y n n n 2 + erfc(αy n n n ) 1 y 5 n n n × Y Y Y n n n + h h h 0 0 0 2π 3L 3 h 2 cos 2π L h h h.y y y n n n exp - π 2 h 2 α 2 L 2 H H H (2.28)
and for the force:

F F F quad (x x x -x x x D ) = - n n n 1 2 2αy n n n √ π 5 + 10 3 α 2 y 2 n n n + 4 3 α 4 y 4 n n n e -α 2 y 2 n n n + 5 erfc(αy n n n ) y y y n n n y 7 n n n * Y Y Y n n n - 1 2 2αy n n n √ π 1 + 2 3 α 2 y n n n 2 e -α 2 y n n n 2 + erfc(αy n n n ) 1 y 5 n n n Y Y Y n n n + h h h 0 0 0 4π 2 h h h 3L 4 h 2 sin 2π L h h h.y y y n n n e -π 2 h 2 α 2 L 2 * H H H (2.29)
An interesting fact is the presence of the an additional term I which is not usually present in the quadrupolar expansion. It caracterizes the extention of the group of particles, and its presence is expected in the expression of the potential. However, it would surely be unexpected in the expression of the force because it would contradict Gauss theorem in that a spherically symetric extended distribution of matter would behave differently than a point mass. This explains why this term has to be constant as a function of x x x.

Tests

In order to validate this algorithm and assess the expected improvement from this method, I have used a simple setup (see figure 2.16). In a box of arbitrary length L (the results do not depend on this length), given two parameters D ∈ [0, L] and θ, I place randomly a given number of particles N part , following a uniform distribution in a sphere of center (0, 0, 0) and radius Dθ/2. Then, I wanted to evaluate the force at a distance D from this set of particles, which corresponds to the case where a given set of particle, at a distance D, is seen with an viewing angle θ. The monopole and quadrupole of this set of particles is calculated, and then three estimations of the force are made:

• F F F real : The "exact" force, which is obtained by summing the individual contribution of the particles (using Ewald summation for a single particle).

• F F F mono : The force approximated using the monopolar and quadrupolar contribution, with Ewald summation for the monopole.

• F F F quad : The force approximated using the monopolar and quadrupolar contribution, with Ewald summation for both.

The two relative errors

e mono = |F F F real -F F F mono |/|F F F real | and e quad = |F F F real -F F F quad |/|F F F real | are then calculated.
For a small set of particles however, these values fluctuate significantly, and in order to give the average gain, one has to average over a large number of realisation N sample . The results can be found in figure 2.17, for different choices of (N part , θ). The choices of N part are not very realistic, nor is the particle distribution, and in practice this should tested on a real cosmological simulation. However, this gives the broad lines, and in particular, this shows that the implementation is correct. First, we can see that for the same opening angle, the errors are bigger when the particles are far away: this is probably because of the fact that in this case, the periodic replicas are almost at the same distance from the point where the force is evaluated, than the particle itself. Also, we calculate a relative error and the absolute value of the force at those distance is smaller. The gain as well is bigger for large distances, and can reach to a factor of e mono /e quad ∼ 2. The gain is smaller for high opening angle, where the monopole and quadrupolar approximations do not hold, but the residuals as well, so the absolute gain might be comparable. Also, the gain seems to decrease with the number of particles, but this might also depend on the fact that it converges to a uniform spherical distribution, with zero quadrupole: this is not the case in real simulations where the distribution can rather resemble to a few point masses than to a uniform distribution. Chapter 3

Lightcone generation and the 21SSD database

Before studying the impact of quasars on the 21-cm signal (chapter 4), I had to produce the routines that converted the raw particle lightcones into lightcones of δT B . Those routines were particularily needed at that time as the 21SSD database was being generated: the raw particle lightcones were difficult to handle, and they had to be gridded so that the effect of radial velocities can be taken into account. In section 3.1, I introduce the 21SSD database. Then I present in details my suite of routines in section 3.2. Finally, in section 3.3 I present and comment a number of lightcones that are produced by those routines.

The 21SSD database

Description of the database

The 21SSD database is a suite of high resolution simulations, with 1024 3 resolution elements, and radiative transfer coupled with hydrodynamics. The simulation suite attempts to sample a 3-parameter space described in section 3.1.3: each simulation has the same initial conditions, but differ in the choice of those parameters. The aim of the exploration of the parameter space is to be able to constrain those parameters from the future observations by the SKA. It is quite similar for instance to the database of Mesinger et al. 2016 (generated with 21cmFAST), but we chose a much higher spatial resolution and a more accurate treatment of physics (especially concerning radiative transfer), even if it means a much coarser sampling of the parameter space.

Simulation setup

We now describe the features common to all simulations in 21SSD. The simulations cover a 200 h -1 .Mpc cube and include 1024 3 particles, half for the gas and half for dark matter. In the adopted cosmology (H 0 = 67.8 km s -1 Mpc -1 , Ω m = 0.308, Ω Λ = 0.692,
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Ω b = 0.0484, σ 8 = 0.8149 and n s = 0.968 Planck Collaboration et al. 2016a) this corresponds, respectively, to masses of 2.9 10 8 M and 1.6 10 9 M . The initial conditions were generated at z = 100 using second order Lagrangian Perturbation Theory via the Music package [START_REF] Hahn | Multi-scale initial conditions for cosmological simulations[END_REF]. The dynamics are computed using a fixed 1 Myr time step (0.33 Myr at expansion factor a < 0.03) and the gravitational softening is 5 ckpc. The implementation of star formation is the same as described in 2.2.4. The specific values of the parameters (overdensity threshold, gas conversion time scale and escape fraction) are discussed in section 3.1 of [START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF].

For every dynamical time step, each particle containing a stellar fraction emits 2 × min(10 5 , 5 10 7 nb of sources ) photon packets, half as ionizing UV, half as X-ray. By the end of each simulation, we are propagating ∼ 15 10 9 photon packets. This ensures that, on average, each cell is crossed by ∼ 100 photons for each time step. The UV photon frequency is chosen by a Monte Carlo sampling of the spectrum resulting from a Salpeter initial mass function truncated at 1.6 M and 120 M [START_REF] Baek | Reionization by UV or X-ray sources[END_REF]. The X-ray spectrum is described in section 3.1.3. Each radiative hydrodynamic simulation was typically run on 4000 cores, requiring 150 000 computing hours.

Computing the 21-cm brightness temperature during the Cosmic Dawn, when the Wouthuysen-Field effect does not saturate, requires us to evaluate the local Lyman-α flux. This is performed in post-processing as presented in 2.2.6. As, for now, all simulations share a very similar star formation and ionization history (indeed the impact of varying the model parameters on these two quantities is very small), we ran the Lyman-α simulation only once. If, in future, we extend the database in such a way that the local star formation history and/or ionization state of the IGM are significantly changed, then we will have to re-run the Lyman-α simulation.

As pointed out, all the simulations share a very similar star formation history, and as a result, they also have the same reionization history. In figure 3.1 are shown the cosmic star formation rate, the ionization history and the average Thomson scattering optical depth for the simulations of the 21SSD, as well as the observational data that has been used for calibration.

A choice of 3-parameter space

In this study, we chose to vary parameters related to the Wouthuysen-Field coupling and the X-ray heating of the neutral IGM. Such parameters crucially determine the duration and intensity of the era in which the 21 cm signal can be seen in absorption against the CMB.

Lyman band emissivity: f α

Since, in our modelling, we do not consider the impact of metal enrichment (e.g. changing IMF, absorption by dust), we use a constant luminosity emitted in the Lyman band per unit stellar mass. For more advanced modelling, it could vary in space and time self-consistently with metal enrichment. However we use a more basic approach: we introduce an f α coefficient to describe the Lyman band emissivity efficiency. Let us define the energy emitted between two frequencies by a stellar population representative of the IMF ξ (M) during its lifetime as:

E(ν 1 , ν 2 ) = ν 2 ν 1 M ξ (M)L(M, ν)T life (M)dM dν (3.1)
where M is the stellar mass, ν the frequency, T life (M) the lifetime of a star with mass M, and L(M, ν) the energy emitted per second per Hertz by a star of mass M around frequency ν. Then f α is defined as:

f α = E eff (ν α , ν limit ) E(ν α , ν limit ) (3.2)
where ν α is the Lyman-α frequency, ν limit is the Lyman limit frequency and E eff is the energy effectively emitted in the simulation (rather than the theoretical one). We assumed the same spectral shape for the effective emission as for the theoretical one. For our purpose, we considered f α = 0.5, 1, and 2. This limited range is dictated by the fact that, at fixed ionizing emissivity, a substantial change in the IMF is required to significantly alter f α . Let us finally mention that varying this parameter in such a way effectively costs nothing in terms of computing time: since the Lyman line transfer has negligible feedback on the dynamics it is performed in post-processing, and the resulting radiation field is linear with the source emissivity. Thus, the Lyman line transfer simulation needs only to be performed once. If, in future, a new parameter Parameter Explored values f α 0.5, 1., 2. f X 0.1, 0.3, 1., 3., 10. r H/S 0., 0.5, 1.

Table 3.1: The explored values for each parameters. Every combination is considered, hence 45 points in parameter space. The definition of the parameters is given in the main text (section 3.1.3).

is varied that affects the star formation history, the Lyman line transfer will have to be recomputed. Figure 3.2 (or figure 4 of [START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF] shows the evolution of the mean x α value for all three choices of f α (the average being restricted to neutral regions: x HII < 0.02).

X-ray emissivity: f X

The X-ray heating of the neutral IGM is what drives the transition between the absorption and emission regimes for the 21 cm signal. The efficiency of X-ray production during the EoR is usually parametrized as:

L X = 3.4 10 40 f X SFR 1 M .yr -1 erg.s -1 (3.3)
where L X is the luminosity of a source, SFR the star formation rate, and f X an unknown correction factor between low and high redshift [START_REF] Furlanetto | The global 21-centimeter background from high redshifts[END_REF]. Every time we create a new source in the simulation we compute an equivalent steady state SFR using said source's mass and lifetime. Then, applying the above formula, we obtain its X-ray luminosity, using the same f X value throughout a single simulation. Since f X is highly uncertain we varied it across two orders of magnitude f X = 0.1, 0.3, 1, 3 and 10.

X-ray hard-to-soft ratio: r H/S

It is known that different sources of X-rays (typically AGN vs X-ray binaries) have different spectra and heat the IGM with varying efficiencies (e.g. [START_REF] Fialkov | The observable signature of late heating of the Universe during cosmic reionization[END_REF]. Indeed, sources with a hard spectrum will be less efficient since their X-ray photons will have mean free paths that increase as the cube of their energy. Thus, in addition to varying the X-ray production efficiency between simulations, we also vary the ratio of energy emitted by AGN and X-ray binaries. If we define partial f X for AGN and X-ray binaries such that f X = f AGN X + f XRB X , then:

r H/S = f XRB X f X (3.4)
This ratio takes the values r H/S = 0, 0.5 and 1. Figure 3.2 (or figure 5 of [START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF] shows the combined effect of varying f X and r H/S on the average kinetic temperature history of the gas regions with ionized fraction smaller than 0.02. It shows that changing r H/S from 0 to 1 is more or less equivalent, in term of the average temperature, to decreasing f X by a factor of 3. But of course, it is not that simple, and changing the r H/S value strongly alters the temperature fluctuations. This effect is not negated by adjusting f X in order to keep the average constant.

The lightcone suite

In this section I present my "lightcone suite", that groups the programs related with lightcone generation:

• producing the gridded lightcones of x α , ionization fraction, density and temperature from LICORICE's output particle lightcone

• computing the lightcones of brightness temperature, with or without the contribution of quasars

• downsizing and adding thermal noise

• computing the power spectra at different z

• producing FITS format files from lightcone slices

Lightcones

LICORICE outputs lightcones of the quantities relevant for δT b calculation (ionizing fraction, density, velocity and temperature). The lightcones are constructed on the fly, during the simulation. The observer is placed at the center of the box, looking in the x, y or z direction. We use the flat sky approximation, and assume that all lines of sight are parallel. Every time step, the particles in the relevant thin slice of the simulation box are added to the lightcone. Finally, we use periodic conditions such that the box is replicated about 6 times in the complete lightcone (from z = 15 to z = 6). For a more detailed discussion on the reasons and implications of these choices, see [START_REF] Zawada | Light-cone anisotropy in the 21 cm signal from the epoch of reionization[END_REF].

The lightcone of x α

The lightcone of x α is different from the others. Indeed, x α is obtained as post-treatment on the snapshots of the simulation, and I had to build the lightcone from those snapshots. However, as shown in figure 3.3, one cannot assume x α to be constant between two snapshots, that is on a 10 Myr time scale. For that reason, each slice of the lightcone of x α is an interpolation between the corresponding slices in the previous and the next snapshot. This lightcone is projected on a 512 × 512 × 4096 grid. However, the redshift correction described in the next subsection requires that each field relevant for the δT b calculation be represented in LICORICE's output particle lightcone. For that purpose, each particle will simply be affected the value corresponding to its position in the lightcone of x α (described in the last paragraph).

Generation of gridded lightcones

From the lightcone of particles corrected in redshift (described in the next subsection), the lightcone suite generates high resolution lightcones of the quantities relevant for δT b calculation (density, ionization fraction, temperature and x α ) by SPH interpolation of the particles on the grid. We built 5 complete 1024 × 1024 × 8192 lightcones at the same time: x α , ionization fraction, density and temperature, as well as a lightcone of weights. Indeed, each particle will contribute to all the cells in a radius h (its SPH smoothing length), with weights determined by the SPH kernel. Each cell will be incremented by the particle's x α , ionization fraction, density or temperature, multiplied by a weight w. The cell of the lightcone of weights will be incremented by w. By the end of the routine, the lightcones of the intensive quantities (ionization fraction and temperature) will be divided by the lightcone of weights, while the extensive quantities (x α and density) won't. While this algorithm is memory consuming (up to 200Go), it is however very efficient in terms of computing time. Also, it is very easily parallelized: each core will read a different part of the lightcone of particles, and increment the corresponding cells in the shared lightcones. Due to the large number of cells compared to the number of cores, conflicts are rare if not inexistant, and the scaling is almost ideal.

Computing the brightness temperature

In observing the 21cm signal, we need to compute accurately the brightness temperature. As described in section 1.2.1, it is usually expressed as:

δT b = 27x n (1 + δ) 1 + z 10 1 2 T S -T CMB T S 1 + 1 H(z) dv || dr || -1 × Ω b 0.044 h 0.7 0.27 Ω m 1 2 1 -Y p 1 -0.248 mK (3.5)
The velocity term 1

+ 1 H(z) dv | | dr | | -1
accounts for the redshifting of the source due to its velocity along the line of sight. However, this term is already an approximation, and can diverge when 1 H(z)

dv | | dr | | approaches -1.
When the lightcones are projected on a grid, this is the only way of including the effect of the velocity. However, when the lightcones are represented with SPH particles, there is a more elegant solution.

An object at redshift z with proper velocity along the line of sight v || will be seen on earth with a redshift z + v || /c, and this is precisely the reason why the velocity term appears in the expression for the brightness temperature. One simple solution to the problem is to apply this transformation to the redshift coordinate in the particle lightcone before interpolating it on the grid. This has the effect of removing the velocity term in the brightness temperature, and with it any risk of divergence (the divergence being an unphysical artefact due to an approximation).

Then, the lightcone of δT b is computed from the gridded lightcones, and T S is calculated by following the recursive method described in Hirata 2006. It would have been more correct to compute δT b for each particle, and then interpolate it on the grid, but, it is computationally much more expensive (by a factor of 10 to 100), because of the interpolation. This is all the more important that varying the parameter f α consists simply in multiplying the lightcone of x α by f α , and it is thus not necessary to regenerate all the quantities. Finally, and more importantly, it allowed me to work on the effect of the UV continuum and radio emission of quasars on the 21-cm signal (chapter 4), which would have been impossible if I had to generate the lightcone of δT b from scratch every time. In any case, we trust that the error is negligible considering the high resolution we chose for generating the lightcones.

This routine is parallelized: δT b is computed slice by slice, and each core will deal separately with each slice. The only conflicts happens when writing the lightcone of δT b on the disk: the slices have to be recorded in the right order, and thus the fastest core has to wait for the slowest.

Oher routines

The lightcone suite also contains the routines for adding noise to the lightcone and computing the power spectra.

Noise

For the noise, we considered a 1000h observation (in runs of 8h centered on the zenith) with the SKA, using the baseline design station layout1. We assumed stations with a 35 m diameter, dipoles with effective collecting area min (2.56, λ 2 3 ) m 2 and a system temperature T sys = 100 + 300 ν 150MHz -2.55 K [START_REF] Mellema | Reionization and the Cosmic Dawn with the Square Kilometre Array[END_REF]. We evaluated the noise in each visibility cell following [START_REF] Mcquinn | Cosmological Parameter Estimation Using 21 cm Radiation from the Epoch of Reionization[END_REF] and computed the effective observation time in each cell resulting from earth rotation. I then applied this routine to each slice in the lightcone, by choosing a fixed angular resolution. Then I applied a Gaussian filter in the redshift direction, with the same length than before. This routine is much slower than the previous one (a few hours against a few minutes), but the result is also much closer to what the actual imaging procedure will produce (see figure 3.5). The image is indeed much smoother and the structures are more visible. In particular, the patterns presented in figure 4.9 were not so visible with the old version.

Power Spectrum

Even though I did not contribute much to the elaboration of this routine, I will present it quickly. Power spectra are created along the lightcone at multiple redshifts. At each of these redshifts, a slice of the lightcone is taken with a width of 200 Mpc h -1 . For each redshift, this results in a cube that can then be Fourier transformed. It should be noted that a slice of 200 Mpc h -1 redshift corresponds to ∆z ∼ 1. This will affect the instantaneous 3D isotropic power spectrum accuracy, but this allows to reduce the noise, and avoid the artifacts of the Fourier transform of a non-cubic boxe.

Once the cubes are created for a given redshift, we apply a 3D FFT using the MKL DFTI library. The resulting spherical shell bins are spaced to have logarithmic thickness in k-space (∆k = k).

A few lightcones

In figure 3.4 are the lightcones I generated with the routines above, with the same slices of lightcone for a representative sample of 6 differents models, ranging from models with a strong absorption regime to models with very weak absorption. The general description of the lightcones is common to all models, and can also be found in figure 1.9. At redshift 15, the signal is almost null, but around z = 11, the first sources couple the spin temperature to the kinetic temperature of the gas, mainly through the Wouthuisen-Field mechanism. As the spin temperature can only be as low as the kinetic temperature of the gas, the absorption regime is stronger for the models with low 1https://astronomers.skatelescope.org/wp-content/uploads/2016/09/SKA-TEL-SKO-0000422 02 SKA1 LowConfigurationCoordinates-1.pdfhttps://astronomers.skatelescope.org/wpcontent/uploads/2016/09/SKA-TEL-SKO-0000422 02 SKA1 LowConfigurationCoordinates-1.pdf heating (that is, with a small f X or/and a high r H/S ). Then, the heating of the IGM by radiation, at z = 7 -8, marks the end of the absorption regime, and once the temperature of the IGM rises above that of the CMB, we enter the emission regime, which saturates at a few 10 mK (see equation 1.9). Finally, the expanding ionized bubbles take over and the emission regime ends at z 6 -6.5.

There are visible differences between these lightcones. Even between the two middle panels that corresponds to models with very similar average kinetic temperature histories but exhibiting somewhat different levels of brightness temperature fluctuations.

In figure 3.5 I present three lightcones when the noise for the typical SKA survey detailed above is added. This is the replica of the figure 8 of [START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF], with the new noise routine described above, and a constant angular resolution (a choice that will probably be retained for the real SKA observations). Comparison between the two figures in figure 3.6 shows how a proper handling of the spatial resolution unravels more structure than a simple pixel averaging. Encouraging work has been conducted by Shimabukuro and Semelin 2017 in extracting astrophysical parameters (described in their section 2.2) from the power sectrum, with artificial neural networks. The same technique could be used to extract information about the lightcones of this database. While power spectra, as an averaged quantity, do not vary considerably with the choice of initial conditions, the 3D lightcones present much more variability and direct comparison is complicated. However, the lightcones encompass much more information and it should improve the capacity of the neural networks to extract information, at the cost of a much more complex structure of neurons. Also, the number of available lightcone for each set of parameter (1 for each direction) might be too small a training sample, but this difficulty could be overcome by working on individual slices for instance.

f X = 10, r H/S = 0, f α = 0.5 ∆θ = ∆θ = f X = 1, r H/S = 0, f α = 1 ∆θ = ∆θ = f X = 0.1, r H/S = 1, f α = 2 ∆θ = ∆θ =

Chapter 4

Imprints of quasar duty cycle on the 21cm signal from the Epoch of Reionization

Introduction

During the Epoch of Reionization (hereafter EoR) patches of neutral hydrogen in the intergalactic medium (IGM) emit a signal in the local 21-cm line. This signal can be observed either in emission or absorption against an extended background source, usually the CMB, but also against bright point sources in the case of the 21-cm forest. The detection of this 21-cm signal, predicted to exhibit brightness temperature fluctuations up to a few tens of mK on scales < 1 • , is the main goal of several existing instruments (such as LOFAR, PAPER, MWA and others). Several upper limits have been published [START_REF] Paciga | A simulation-calibrated limit on the H I power spectrum from the GMRT Epoch of Reionization experiment[END_REF][START_REF] Dillon | Empirical covariance modeling for 21 cm power spectrum estimation: A method demonstration and new limits from early Murchison Widefield Array 128-tile data[END_REF][START_REF] Ali | PAPER-64 Constraints on Reionization: The 21 cm Power Spectrum at z = 8.4[END_REF][START_REF] Patil | Upper Limits on the 21 cm Epoch of Reionization Power Spectrum from One Night with LOFAR[END_REF]) that already seem to rule out some of the less likely reionization models (e.g. [START_REF] Pober | PAPER-64 Constraints On Reionization. II. The Temperature of the z =8.4 Intergalactic Medium[END_REF]. The accurate measurement of the statistical properties contained in its power spectrum should be achieved with the SKA and HERA, and the former should also be able to image the signal in 3 dimensions (thanks to the cosmological redshifting of the line) with a sensitivity of the few mK on scales of a few arc-minutes. When the data are available, their interpretation will rely on two building blocks, a robust modelling of the signal and an efficient method to derive constraints in the parameter space from the observed data.

The theory that allows us to compute the intensity of the signal emitted at a given point in space is well established (see Furlanetto et al. 2006 for a comprehensive review), to the point where the approximations that went into the derivation are sometimes forgotten. Most of these are well justified (like dropping second order terms in v c ) while others are more tenuous. Of the latter kind, we can quote the assumption that the local physical quantities do not vary within the thermal line width (untrue for mini-haloes), that the optical depth of the signal is much smaller than 1 (it can reach above 0.1 for strong 21-cm forest absorbers, see Semelin 2016), or that the population levels of the ground state of hydrogen are in equilibrium (the time scale to reach equilibrium is ∼ 300 000 yr, set by the intensity of the CMB). One assumption that has, to our knowledge, never been discussed, is the fact that, in the computation of the spin temperature, the CMB is the only source of local 21-cm photons that affect the regulation of the hyperfine level populations via absorption and stimulated emission. In fact, any other source of radio continuum, such as radio-loud quasars, could contribute. Then, the question becomes the following: is neutral IGM present close enough to the quasar (i.e. is the ionised bubble small enough) so that the radio emission of the quasar dominates over the CMB, and if so, how far from the radio source does that effect extend and by how much does it modify the 21-cm signal ? To answer this question we will build a quasar population model consistent with existing high redshift observations and include its contribution in the computation of the spin temperature.

Beyond the approximations used in computing the intensity of the 21-cm signal from the relevant local quantities, the modelling depends heavily on the assumed properties of the population of sources emitting the various radiation that regulates the intensity of the 21-cm signal. These types of radiations are of course ionising radiation that carve nul-signal bubbles, but also Lyman band radiation responsible for the Wouthuysen-Field coupling, X-rays that are able to heat up the neutral gas, and as mentioned above, the radio continuum that may, close to the source, add to the CMB background. In current modelling techniques, the modelling of the source population is rather crude. The contribution of stars to the ionizing UV background is often computed using a uniform and non-evolving Initial Mass Function, and a similarly fixed mass-luminosity ratio is applied to the hosting dark matter halo mass, as for example in [START_REF] Mellema | C 2 -ray: A new method for photon-conserving transport of ionizing radiation[END_REF] and subsequent works, as well as in [START_REF] Mesinger | 21CMFAST: a fast, seminumerical simulation of the high-redshift 21-cm signal[END_REF] (where the fixed value for the ζ ionizing efficiency parameter is an equivalent assumption). Even in numerical simulations where the star formation rate is computed from the local state of the gas (such as in [START_REF] Baek | The simulated 21 cm signal during the epoch of reionization: full modeling of the Ly-α pumping[END_REF] and subsequent works), a poor mass resolution results from the large required volume and the limited computing power. Thus, crucial processes such as feedback and metal enrichment are not correctly taken into account. The modelling of the production of X-rays is possibly even rougher, taking little account of the much higher variability between haloes of similar mass in the case of production by quasars. The spectral properties of X-rays have been somewhat explored by considering sources of different natures such as quasars and X-ray binaries [START_REF] Fialkov | The observable signature of late heating of the Universe during cosmic reionization[END_REF][START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF]), but the ratio of the contributions of different type of sources has been kept constant in time and space. Thus, exploring a more detailed modelling of the source population is an interesting avenue of research. It is particularly interesting for quasars because i) they may impact the signal through all 4 of the frequency ranges mentioned above and ii) they are even more difficult to include self-consitently in hydrodynamical simulations than stellar populations as they are single objects regulated by very small scale processes.

In this work we present a simple model of the quasar population that matches current observations at z < 6 and extrapolate it to higher redshifts. Even though we could study the impact of this modelling on the 21-cm model through all four radiations types (ionizing UV, X-rays, Lyman-band and radio), we will focus in this work on the radio and Lyman-band contributions. Indeed, the ionizing UV and X-rays contributions are essentially cumulative over the history of reionization as cooling processes in neutral regions and recombination in the diffuse ionized medium are negligible. Then, the contribution of quasars to ionization and heating the IGM is somewhat degenerate with that of other sources. On the contrary, the Lyman-band and radio contributions that regulate the spin temperature in the neutral IGM are essentially instantaneous contributions (return to equilibrium occurs on a 300 000 yr time scale). While other types of source do contribute, quasars are characterized by their high variability due to their duty cycle. A sudden rise or drop in the local Lyman-α flux and radio continuum around a quasar turning on or off may leave a distinct imprint on the 21-cm lightcone. This is what we study in this work. We do also include the X-ray contribution of quasars but only with the more simple modelling of [START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF], and their contribution to UV emission is taken into account in the emissivity of the stars (this means that the ionizing UV and X-ray variability due to the duty cycle is ignored in this work). In a future work, we will self-consistently include the ionizing UV and X-ray contributions as predicted from the population model.

In section 2 we briefly present the code and the simulation used in this work. Section 3 details the quasar model and compares its predictions to observations at z < 6. Section 4 shows how the computation of the 21-cm signal is modified in the presence of radio-loud quasars and estimates the impact on the predicted 21-cm signal for our quasar population model. Section 5 estimates the contribution of the quasars to the Wouthuysen-Field effect and its effect on both the tomography and power spectrum of the 21-cm signal. Finally, we summarize our conclusion in section 6.

Simulation

Simulation setup

The simulation we use is performed using the LICORICE code (for a detailed description, see [START_REF] Baek | The simulated 21 cm signal during the epoch of reionization: full modeling of the Ly-α pumping[END_REF]). LICORICE is a particle-based code using the Tree-SPH method to model the dynamics, which is fully coupled to the radiative transfer of ionizing UV and X-rays. The radiative transfer is computed using a Monte-Carlo scheme. The simulation that we use in this work follows the evolution of 1024 3 particles in a 200h -1 cMpc box, half baryon and half dark matter, allowing us to resolve haloes down to a few 10 10 M . We use a standard ΛCDM cosmology with H 0 = 67.8km/s -1 , Ω M = 0.308, Ω b = 0.0484, Ω Λ = 0.692, σ 8 = 0.8149 and n s = 0.968 (Planck Collaboration et al. 2016a). This simulation is taken from the 21SSD database (see [START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF], with an efficiency of X-ray production f x = 1. The chosen value of the hard-to-soft ratio r H/S is 0. That is, we only include soft X-rays produced for example by quasars and no hard X-ray contribution from X-ray binaries or other hard X-ray sources. Notice that the X-ray contribution of QSO and the UV radiation from the stars rely on the same modelling as in [START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF]. Due to the pervasive nature of X-rays, we do not expect that the variability nor the distribution of the X-ray sources would affect our results significantly. As for the UV, it is included in the emissivity of the stars, and thus does not take into account the variability. The UV emission from the quasars is estimated in section 4.3.3, where we discuss how including it would alter our results. In fact, the more detailed QSO luminosity function modelling detailed below is used only for the radio and Lyman-band emission, which is much more sensitive to the variability due to the duty cycle and whose contribution can be computed in post-processing. Integrating the detailed modelling for all emission wavelengths will be the subject of a future work. The Lyman band emissivity efficiency is chosen to be f α = 0.5. This means that, compared to the spectral energy distribution of the fiducial stellar population used in [START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF], we use half the Lyman band emissivity to ionizing emissivity ratio. The choice of f α = 0.5 is justified by the fact the effects studied in this work are more visible at high redshift (z > 9), where a top-heavy IMF with a harder spectrum than the Salpeter IMF of the fiducial population is relevant.

The Ly-α transfer simulation

The 3D transfer through the IGM of Lyman-band photons produced by stars and their scattering in the Ly-α to Ly-ζ lines is computed using the (currently distinct) version of LICORICE described in [START_REF] Semelin | Lyman-alpha radiative transfer during the epoch of reionization: contribution to 21-cm signal fluctuations[END_REF][START_REF] Vonlanthen | Distinctive rings in the 21 cm signal of the epoch of reionization[END_REF]. Estimating the local flux at Ly-α frequency everywhere in the simulation box is necessary to accurately compute the spin temperature of hydrogen and thus the brightness temperature of the 21-cm signal. Since the kinetic heating of the neutral IGM by Ly-α photons is weak [START_REF] Furlanetto | The scattering of Lyman-series photons in the intergalactic medium[END_REF] compared to that of X-rays (for our choice of X-ray luminosity), we neglect the feedback of the Ly-α flux on quantities other than the spin temperature and run the Lyman lines transfer in post-treatment. Since this study is simply meant to evaluate the impact of the duty cycle emission from QSO, we did not rerun the Lyman-α simulation from [START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF]. We simply add the QSO duty cycle contribution to the local Ly-α, and compute it with a simple approximation described below, similar to what 21cmFAST does [START_REF] Mesinger | 21CMFAST: a fast, seminumerical simulation of the high-redshift 21-cm signal[END_REF].

Lightcones

LICORICE outputs lightcones of the quantities relevant for δT b calculation (ionizing fraction, density, velocity and temperature). The lightcones are constructed on the fly, during the simulation. The observer is placed at the center of the box, looking in the x, y or z direction. We use the flat sky approximation, and assume that all lines of sight are parallel. Every time step, the relevant thin slice of the simulation box is added to the lightcone. Finally, we use periodic conditions such that the box is replicated about 6 times in the complete lightcone (from z = 15 to z = 6). For a more detailed discussion on the reasons and implications of these choices, see [START_REF] Zawada | Light-cone anisotropy in the 21 cm signal from the epoch of reionization[END_REF]. Finally, since x α is obtained as post-treatment on the snapshots of the simulation, we cannot construct its lightcone the same way. We build it then by interpolating between thick slices whose thickness corresponds to the 10 Myr interval between the snapshots. Interpolation is needed as one cannot assume x α to be constant on a 10 Myr time scale, as shown in Figure 2 of [START_REF] Zawada | Light-cone anisotropy in the 21 cm signal from the epoch of reionization[END_REF].

Quasar model

In order to estimate the contribution of quasar duty cycle emission to the 21cm signal, we first need a model with which to assign a luminosity to a quasar for a given halo mass and redshift. In this section, we will present a simple model for computing the 1450 Å luminosity, as well as the radio luminosity (at 1.4 GHz). We will then compare our model with observed quasar luminosity functions (hereafter QLF).

Computing the optical intensity of a given quasar

Let us consider a halo of mass M halo at a redshift z. According to equation 4 of Wyithe and Loeb 2003, its center contains a black hole of mass:

M BH = 6.9 × 10 5 M halo 10 12 M 5 3 ξ (z) Ω m 5/6 (1 + z) 5 2 M (4.1)
where ξ (z) Ω m for z ≥ 6. Though this expression differs from that of [START_REF] Kulkarni | Large 21-cm signals from AGN-dominated reionization[END_REF] by a factor of ∼ 6, both expressions marginally agree with Jahnke and Macciò 2011. In any case, a possible uncertainty in this value is taken into account in the factor f corr (see below), and would not impact our results.

There is some evidence that high redshift quasars accrete close to the Eddington limit: at z = 6, Willott et al. 2010a find that f edd follows a lognormal distribution with peak f edd = 1.07 and dispersion 0.28 dex. We choose for simplicity f edd = 1, and we can express the bolometric luminosity of the quasar as:

L bol = f corr L Edd = f corr × 3.2 × 10 4 × M BH M L (4.2) = 2.2 × 10 10 f corr M halo 10 12 M 5 3 (1 + z) 5 2 L (4.3)
where we made the approximation ξ (z) Ω m . f corr is an ad-hoc coefficient used to correct for all the uncertainties on different coefficients, whose values are not well constrained in literature (Eddington's ratio, mass of the black hole, bolometric conversions...). We choose f corr = 1 for our fiducial model. Now we wish to determine the optical luminosity. Bolometric corrections in the optical range are usually given for 1450 Å, 3000 Å and 5100 Å. The absolute magnitude 128CHAPTER 4. IMPRINTS OF QUASARS DUTY CYCLE ON THE 21CM SIGNAL M 1450 is the most commonly used quantity, and thus the most convenient to compare with other works. In addition, it has the tightest relation with L bol (see [START_REF] Nemmen | Quasar bolometric corrections: theoretical considerations[END_REF]. According to [START_REF] Runnoe | Updating quasar bolometric luminosity corrections[END_REF], the bolometric luminosity usually relates to L 1450 Å as:

log(L bol ) = 4.62 + 0.91 log(λL λ (1450 Å)) (4.4)
where L bol and λL λ (1450 Å) are in erg s -1 . We want to determine the absolute magnitude M 1450 :

M 1450 = -2.5 log L ν ν 1450 Å 4πd 2 3631 Jy (4.5)
where d = 10 pc is expressed in cm and λL λ (1450 Å) in erg s -1 . Using the bolometric correction above (equation 4.4), and the expression for the bolometric luminosity, we can compute M 1450 :

M 1450 = -2.75 log( f corr ) + 4.58 log M halo 10 12 M + 6.88 log(1 + z) + 17.6 (4.6)

Quasar duty cycle

In order to include quasars in our simulation, we need to know the fraction of time a quasar spends in active mode. This is called the duty cycle of a quasar and can be defined as the fraction of quasars that are emitting at a given time. This parameter is poorly constrained, since it seems to depend strongly on the redshift and luminosity of the quasar. For instance, Shankar et al. 2013 compute a duty cycle around 0.01 (without obscuration) at z = 1.45, but Shankar et al. 2010 find a strong increase in duty cycle with redshift, reaching almost f duty = 1 at z = 6. However, DeGraf and Sijacki 2017, dispute this statement, arguing that the duty cycle is also a decreasing function of luminosity. At z = 4 and L bol > 10 44 erg s -1 , they find a duty cycle around 0.1. However, the quasars that we are most interested in are in the 10 44 -10 48 erg s -1 range, so we might expect even lower duty cycles. [START_REF] Haiman | Modeling the Counts of Faint Radio-Loud Quasars: Constraints on the Supermassive Black Hole Population and Predictions for High Redshift[END_REF], in their quasar model, assumed that f duty = t q /t H (z), where t q = 20Myr and t H (z) is the hubble time at time z. This yields f duty = 0.006 at z = 2 and f duty = 0.021 at z = 6.

In our model we use f duty as a free parameter in order to reproduce observed quasar luminosity functions. We find that for f corr = 1 (no correction), f duty = 0.02 (independant of redshift) reproduces the observational luminosity functions well. On the contrary, f duty = t q /t H (z) reproduces the observations at z = 5 -6, but tends to underestimate the luminosities at z = 3.2 and z = 4. In order to avoid overestimation of the QLF at even higher z (6 < z < 12) we opt for a constant duty cycle.

In addition, we will also show results with f duty = 0.2. Since we want to show the impact of changing the duty cycle while keeping the luminosity function constant, we will choose a corrective factor such that the two models predict the same luminosity function for the quasars in our simulation box. We find that using f corr = 0.2 together with f duty = 0.2, both model predict similar luminosity functions in our box, but this comes with a cost: the second model does not match the observations as closely.

Optical luminosity function

We now wish to compute the optical quasar luminosity function for our model. That is the comoving number density of quasars per unit of magnitude, usually at λ = 1450 Å (which correspond to the optical band on earth).

We use HMFs from cosmological simulations [START_REF] Jenkins | The mass function of dark matter haloes[END_REF]) generated using HMFCalc [START_REF] Murray | HMFcalc: An online tool for calculating dark matter halo mass functions[END_REF]. Along with the mass/luminosity relation computed above, this allows us to compute the luminosity function at any redshift.

In figure 4.1, we produce luminosity functions at z = 3.25, 4, 5 and 6 as predicted in our model, and compare them with observed QLF from literature. As we can see, we have reasonable agreement, except perhaps with [START_REF] Tuccillo | Neural-network selection of high-redshift radio quasars, and the luminosity function at z ∼ 4[END_REF]. As a general rule, we can notice that the slope of our models are slightly too high, and this increases with higher f duty . We could reduce the slope by including a dispersion in equation 4.6. There are indeed many reasons to do so: almost all relations leading to our final equation have dispersion. According to [START_REF] Runnoe | Updating quasar bolometric luminosity corrections[END_REF], the bolometric correction in equation 4.4 has rather small scatter, but as we can see in Willott et al. 2010a, the Eddington ratio is expected to show larger scatter. In addition, the relation between the mass of the halo and that of the black hole (equation 4.1) is more of a scaling law, and we might expect significant scatter in the values of the constant and exponent in the equation. However, given how little we know about high redshift quasars, and how well our model reproduces observations, we choose not to increase our model's complexity. We insist on the fact that, according to our model, the quasars in our simulation box or in a typical SKA field have lower luminosities than observations have reached. One can consider that the contributing quasars in our simulation are those above φ(M) = 10 -5 Mpc -3 mag -1 in figure 4.1, a value that corresponds, for our simulation volume, to approximately one quasar per unit redshift. This means that the quasars we expect in our simulation volume are almost completely out of the luminosity range of the observed QLF. As a result, the three models presented in figure 4.1 ( f duty = 0.02, f duty = 0.2 and [START_REF] Haiman | Modeling the Counts of Faint Radio-Loud Quasars: Constraints on the Supermassive Black Hole Population and Predictions for High Redshift[END_REF]), even though they do not reproduce the observations equally well, predict very similar quasar luminosity functions in our simulation box.

Using our model we can also comment on the recent discovery of a z ∼ 7.5 quasar [START_REF] Bañados | An 800 million solar mass black hole in a significantly neutral universe at redshift 7.5[END_REF], with absolute magnitude M 1450 -27.86. In the ∼ 2500 deg 2 search by the authors, our model predicts an average of 1.7 quasars with z > 7 and M 1450 ≤ -26.2 (the UKIDSS flux limit), and 0.7 quasars with z > 7 and M 1450 ≤ -26.6 (a more conservative value), which is consistant with this discovery.

At this point, we can estimate the UV emissivity of the quasars, which is not taken into account in our simulation, and compare it to the emissivity of the stars. We conclude that the quasars would contribute only to a few percents to the photon budget in our simulation (assuming a similar escape fraction for both quasars and stars). However, in a given halo and when the quasar is active, the UV emission of the quasar can be comparable to that of the stars (though usually a few times lower). Taking into account the ionizing UV contribution of the quasars would mainly result in an increase in the bubble's size during the quasar's duty cycle. In table 4.3 are given estimations of the size of the ionizing bubbles if only the quasar's UV contribution was taken into account. From figure 4.6 and 4.8 one can estimate the size of the ionizing bubbles from the stars in our simulation. We can see that for a typical quasar, the size of the bubble is a few times lower than that of the stars in our simulation. However, when the quasar is artificially boosted, the quasar's bubble can be comparable to that of the stars, but this would only result in an increase of 2 1/3 1.3 of the bubble's size. In both cases, we don't expect that the ionizing UV emission from the quasar would significantly alter our results below. Finally it should be pointed out that our quasars are much less luminous than that of [START_REF] Eilers | Implications of z ∼ 6 Quasar Proximity Zones for the Epoch of Reionization and Quasar Lifetimes[END_REF], which explains that our ionizing bubbles are much smaller. We can also compare our prediction at high redshift with others from the litterature. In figure 4.2, we plot the integrated ionizing UV emissivity as a function of redshift for our two models, using the conversion 912 0.71 1450 [START_REF] Lusso | The first ultraviolet quasar-stacked spectrum at z 2.4 from WFC3[END_REF]. We compare it to the models of [START_REF] Hopkins | An Observational Determination of the Bolometric Quasar Luminosity Function[END_REF][START_REF] Madau | Cosmic Reionization after Planck: Could Quasars Do It All?[END_REF][START_REF] Manti | Quasar UV luminosity function evolution up to z = 8[END_REF][START_REF] Hassan | Constraining the contribution of active galactic nuclei to reionization[END_REF], to the data points of [START_REF] Giallongo | Faint AGNs at z > 4 in the CANDELS GOODS-S field: looking for contributors to the reionization of the Universe[END_REF] (corrected with our own conversion factor for 912 ) and we also added the ionizing emissivity of the stars in our simulation as comparison. As we can see, our two models and that of [START_REF] Hassan | Constraining the contribution of active galactic nuclei to reionization[END_REF] remain close one to another, while after z = 6 other estimates quickly diverge one from another. [START_REF] Hopkins | An Observational Determination of the Bolometric Quasar Luminosity Function[END_REF][START_REF] Madau | Cosmic Reionization after Planck: Could Quasars Do It All?[END_REF][START_REF] Manti | Quasar UV luminosity function evolution up to z = 8[END_REF] fit a number of observable and infer a redshift dependance for the luminosity function or emissivity, and then extrapolate it to higher redshift. We believe that our approach is more robust, as it is physically motivated: our two parameters are tuned only once and the redshift evolution is naturally taken into account, through the halo mass functions and the M halo -M BH relation. [START_REF] Hassan | Constraining the contribution of active galactic nuclei to reionization[END_REF] uses a similar approach, which explains the similarity between our predictions.

Distribution of radio loudness

In the previous subsection, we modelled the relation between the mass of the halo and the luminosity at 1450 Å. Unfortunately, there is no tight relation between the UV luminosity and radio luminosity. We define the radio loudness of a given quasar as the logarithm of the ratio of the spectral flux densities at 1.4 GHz and in the SDSS-i band (λ eff = 7471 Å). That is:

R = log(F ν (1.4 GHz)/F ν (ν i )) (4.7)
where ν i = c/7471 Å 4 × 10 14 Hz, and F ν is the spectral flux density of the quasar. According to [START_REF] Baloković | Disclosing the Radio Loudness Distribution Dichotomy in Quasars: An Unbiased Monte Carlo Approach Applied to the SDSS-FIRST Quasar Sample[END_REF], at high redshift (2 < z < 5), the distribution of radio loudness follows a double gaussian distribution. Around 10% of the quasars belong to the "radio loud" population, whose radio loudness follows a normal distribution:

P(R) = 1 √ 2πσ 2 e -1 2 (R-R 0 ) 2 σ 2 , R 0 1.95, σ 0.87 (4.8)
The trend is for this dispersion to tighten as z increases, and the mean radio loudness seems to increase as well. However, as a simple model, we will assume this relation to hold for higher redshifts (from z 6 to z 12), where we know nothing from observations.

In order to go from the bolometric spectral density of luminosity to the 7471 Å spectral density of luminosity, we chose the 5100 Å bolometric conversion from Runnoe et al. 2012, which is closer than the one we used to compute the QLF (equation 4.4).

Then:

log(L bol ) = 4.76 + 0.91 log(λF λ (5100 Å)) (4.9)

We finally use the template from [START_REF] Shang | The Next Generation Atlas of Quasar Spectral Energy Distributions from Radio to X-Rays[END_REF] in order to compute the conversion from 5100 Å to 7471 Å : λF λ (7471 Å) 0.78λF λ (5100 Å) (4.10)

We could also have used a fixed spectral index, and the result would have been similar.

Finally, we would like to add that according to, e.g., [START_REF] Sikora | Radio Loudness of Active Galactic Nuclei: Observational Facts and Theoretical Implications[END_REF], the quasars with a high radio loudness parameter tend to have a low Eddington ratio (and conversely), that means that our assumption of an Eddington ratio being close to 1 may not hold for radio loud quasars. However, as pointed out earlier, the Eddington ratio is degenerate with other quantities and we will judge our model on its capacity to predict the observed radio QLF.

Radio luminosity functions

We now only need to convolve the normal distribution given above with the luminosity functions that we have computed in subsection 4.3.3, in order to generate the radio luminosity function. The results are shown in figure 4.3. Observations at the bright end of the radio quasar luminosity function are rare. We compare our results with [START_REF] Smolčić | The VLA-COSMOS 3 GHz Large Project: Cosmic evolution of radio AGN and implications for radio-mode feedback since z 5[END_REF], who computed the radio luminosity functions of AGNs in different redshift bins. In particular, figure 4.3 shows the comparaison between our model and the two highest redshift bins, 3.5 < z < 5.5, (z MED = 4) and 2.5 < z < 3.5, (z MED = 2.9). We can see that our fiducial model ( f duty = 0.02) agrees reasonably well with the observations, but that our model with f duty = 0.2 seems to overestimate the radio luminosity functions by a factor of a few. However, according to [START_REF] Ghisellini | Radio-loud active galactic nuclei at high redshifts and the cosmic microwave background[END_REF], above redshift 3 -5, the photons from the CMB partly suppress the synchrotron flux for extended radio sources. This is not included in our model and may explain that we are slightly fainter than observations at z ∼ 3 and slightly brighter at z ∼ 4. Thus it is possible that our model over-estimates the RQLF at z > 6 (when we do not have observations).

Predictions relevant for the 21-cm forest

Using our model, we now want to predict the abundances of radio loud quasars in a typical SKA field. For that, we will consider that the SKA field of view is 5 deg×5 deg = 25 deg 2 wide. Also, SKA-low is located in Australia, at 28 • below the equator. If we assume that it can see up to 30 • over the horizon, then the available sky has a solid angle of 31 500 deg 2 . In figure 4.4 we plot the number of quasars expected in an SKA-like field of view, above a given flux density and for different redshift bins. Also, in table 4.1 we record the number of 1 mJy and 10 mJy quasars that our model predicts for an SKA-like field of view, and for the fraction of the sky accessible to SKA-Low. As we can see, according to our model, there is little chance to find even a single 1 mJy quasar at z ≥ 9.5 in a typical SKA field. However, in the full SKA sky we can expect at z ≥ 9.5 several hundred quasars over 1 mJy, and even a few over 10 mJy. These results suggest that one shouldn't expect to find a suitable quasar for the 21cm forest in a single SKA field chosen, for example, to perform 21-cm tomography in optimal conditions. However, if the shallow survey described in [START_REF] Koopmans | The Cosmic Dawn and Epoch of Reionisation with SKA[END_REF] (section 6.3) (over 10 000 deg 2 , that is 1/3 of the SKA available sky) was conducted beforehand, a bright (> 10 mJy) radio loud quasar may be found and observed for 21-cm forest detection, at the same time as the tomography is performed on another field, using multi-beaming. This prediction, again, does not account for the possible suppression of the synchrotron flux by the CMB.

Estimation of the radio background

Recent papers [START_REF] Feng | Enhanced global signal of neutral hydrogen due to excess radiation at cosmic dawn[END_REF][START_REF] Ewall-Wice | Modeling the Radio Background from the First Black Holes at Cosmic Dawn: Implications for the 21 cm Absorption Amplitude[END_REF] have suggested that the particularily strong absorption regime found by [START_REF] Bowman | An absorption profile centred at 78 megahertz in the sky-averaged spectrum[END_REF] [12.5,11.5] [11.5,10.5] [10.5,9.5] N field (F > 1 mJy) 5.8 × 10 -3 2.2 × 10 -2 8.4 × 10 -2 N field (F > 10 mJy) 1.3 × 10 -4 6.0 × 10 -4 2.7 × 10 -3 N SKY (F > 1 mJy) 7.4 28 106 N SKY (F > 10 mJy) 0.2 0.9 3.8 There are mainly three differences in our models that explain the differences in our predictions. The first is the black hole abundance: indeed, in both our model and that of [START_REF] Ewall-Wice | Modeling the Radio Background from the First Black Holes at Cosmic Dawn: Implications for the 21 cm Absorption Amplitude[END_REF] the mean radio luminosity is more or less proportionnal to the black hole mass. At z = 16 they find a black hole abundance of a few 10 4 M h 2 Mpc -3 , while our model predicts an abundance 10 5 (resp. 400) times lower for a mass cut at M BH = 10 6 M (resp. 100 M ). Also, their choice of f duty = 0.5 means that their quasars are active 25 times more often than ours. Finally, different choices of bolometric conversion and of radio loudness results in a mean radio luminosity per unit of black hole mass around 10 times higher than ours.

Redshift

4.4 Influence of a radio-loud quasar on the 21-cm signal from the neighbouring IGM 4.4.1 Computing the spin temperature with a radio loud QSO contribution

A detailed analysis of the 21-cm signal and δT b calculation can be found in Furlanetto et al. 2006. In this subsection we will only rewrite the main equations needed to take the QSO contribution into account. Neutral hydrogen in the IGM is subject to several processes that regulate the population of the ground state hyperfine levels. Spontaneous emission (A 10 ), stimulated emission (B 10 ) and absorption (B 01 ) of 21cm background radiation (from both CMB and radio loud quasars) are effective processes. Also, one has to consider pumping by lyman-α photons (P 10 and P 01 ) as well as collisions (C 10 and C 01 ). Taking all these into account, the variation of the hyperfine levels population is:

dn 0 dt = n 1 A 10 + 4πI CMB + I QSO B 10 + P 10 + C 10 -n 0 4πI CMB + I QSO B 01 + P 01 + C 01 (4.11) where n 0 is the number of atoms in the ground level, n 1 is the number of atoms in the first hyperfine level, I CMB is the spectral intensity of the CMB per unit of solid angle, and I QSO is the spectral intensity of the nearby quasars. I QSO is usually omitted in this relation, as the CMB is assumed to be the sole source of background 21cm radiation. However, this is precisely what we want to explore: whether the radio luminosity of the quasar substantially changes the value of δT b .

The expression above can be simplified using usual relations between Einstein's coefficients A 10 = 8πhν 3 c 2 B 10 , B 01 = 3B 10 and the Raleigh-Jean's relation I CMB = 2ν 2 k B c 2 T CMB . We will also make the assumption that the IGM is in equilibrium, and that T 21cm 0.068K is small compared to T K , T C and T S . We can then write n One can finally compute the differential brightness temperature of the 21-cm signal, taking into account the effect of QSOs.

1 n 0 3 1 -T 21cm T S , C 01 = 3 1 -T 21cm
T -1 S = T -1 rad + x α T -1 C + x C T -1 K 1 + x α + x C (4.
δT b = 27x n (1 + δ) 1 + z 10 1 2 T S -T CMB T S 1 + 1 H (z) dv || dr || -1 × Ω b 0.044 h 0.7 0.27 Ω m 1 2 1 -Y p 1 -0.248 mK (4.15)
Computationally speaking, the changes are very small and mainly consists of replacing T CMB with T rad everywhere except in equation 4.15 (indeed, the signal is still observed in absorption or emission against the CMB). Also, if x α is already computed, it has to be replaced with x α = x α × T CMB /T rad . We can compute the local flux received from the quasar with a simple r -2 law assuming negligible absorption and considering that the effect is non-negligible only at distances much smaller than the Hubble radius. 

Influence of a bright radio loud quasar on the tomography

We want to assess the effect of the 21-cm emission of a single bright radio loud quasar on the tomography. In order to choose our quasar, we will determine the brightest quasars expected in an SKA-like field of view, or in the SKA available sky. More precisely, we will choose the three biggest haloes in the redshift bins 12. 5-11.5, 11.5-10.5 and 10.5-11.5, and give them a radio luminosity such that there is on average exactly one quasar at least as luminous, in an SKA-like field of view (25 deg 2 ) or the SKA available sky (31 500 deg 2 ), in the corresponding redshift bin. The properties of the haloes and quasars are given in table 4.2.

As we have shown, δT b is sensitive to the instantaneous value of I QSO . For that reason, the result is affected by the timing of the duty cycle. Indeed, the position of the quasar in the lightcone corresponds to a specific time t QSO . Of course, if the quasar starts emitting at t start > t QSO , then the influence of the quasar will not be imprinted on the lightcone, and thus not be witnessed on earth. But even if we are able to witness the quasar beginning its duty cycle, if the quasar stops emitting at t end > t QSO , the end of the emission will not leave an imprint on the lightcone. We will study two scenarios, the first one, called "timing 1", corresponds to a quasar starting its duty cycle ∆t start = 1.8 Myr before the time at which it is seen in the lightcone, and emitting for t duty = 2 Myr. The second one, "timing 2", corresponds to ∆t start = 2.4 Myr and t duty = 2 Myr.

Results can be found in figure 4.6. As we can see, there are very specific patterns for the two different timings. Those patterns are simply explained if we neglect the expansion of the universe and assume a flat universe, which is summarized in figure 4.5. If a quasar is active between t start and t end , at a given position (x q , y q , z q ). Then, an Figure 4.5: Schematic explanation of the type 1 and 2 patterns produced by the quasars on the lightcone. The green region corresponds to the region that recieves the light from the quasar at a given time, the red line corresponds to the slice of the lightcone that is being generated, and the blue lines correspond to the boundaries of the quasars imprint. The top pannel corresponds to a type 1 quasar, while the bottom pannel corresponds to a type 2 quasar. The horizontal axis corresponds to the line of sight while the vertical axis corresponds to one transverse direction. observer at position (x, y, z,t) will observe this quasar being active if:

ct start ≤ ct -(x -x q ) 2 + (y -y q ) 2 + (z -z q ) 2 ≤ ct end (4.16)
If we suppose that the lightcone is constructed along the third coordinate z, and that it meets the quasars at t q , then the equation of the lightcone is:

ct = ct q + z -z q (4.17)
Plugging this into equation 4.16, and making a few simplifications, we can deduce the equations that describe the region of the lightcone impacted by the quasar's emission. There are three cases, depending on the relative values of t start , t end and t q :

• If t q < t start then the effect of the quasars is not imprinted on the lightcone.

• If t start ≤ t q < t end ("timing 1"), the end of the quasars duty cycle is not imprinted on the lightcone, and the pattern is a filled paraboloid governed by the equation:

z -z q -c(t q -t start ) ≥ x 2 + y 2 2c(t q -t start ) (4.18)
• If t end ≤ t q ("timing 2"), then the pattern is the region between two paraboloids, 140CHAPTER 4. IMPRINTS OF QUASARS DUTY CYCLE ON THE 21CM SIGNAL and is governed by the equations:

z -z q -c(t q -t start ) ≥ x 2 + y 2 2c(t q -t start ) (4.19) z -z q -c(t q -t end ) ≤ x 2 + y 2 2c(t q -t end ) (4.20)
This pattern has already been shown in figure 7 of [START_REF] Zawada | Light-cone anisotropy in the 21 cm signal from the epoch of reionization[END_REF] for the lightcone of x α . One should also note that in a configuration such as "timing 2", the quasar could have an impact on the δT b , but the source itself would not be observable, since it is was not active when its worldline intersected the past lightcone of the observer.

One can see that the effect can reach over 40 mK in the immediate vicinity of the quasar, and over 10 mK in extended regions. One can even see a distinct pattern at z = 11.7 and z = 10.7. However, the observability of this phenomenon seems to decrease with decreasing redshift. There are two main limiting factors: the first one is the intrinsically high δT b around the halo, which can mask the effect of the quasar radio emission. The other is the extension of the ionized bubbles inside which δT b is close to zero, regardless of the influence of the quasar. These two limiting factors are all the more daunting in that they mask the effect of the quasar where it is most prominent (in the immediate vicinity of the quasar). For redshifts below 10, those two effects almost completely mask the effect of the quasar, which is why we choose not to show quasars at z = 9 and below.

Even though the effect looks quite important, there is little chance that it would be observable with the SKA. Indeed, we will see in subsection 4.5.3 that, taking thermal noise into account, the second effect we present in this work barely reaches observability, even though its magnitude is considerably higher.

Collective effect of all active quasars

Quasars whose radio contribution produced a difference greater than 10 mK in 21-cm emission from the nearby IGM is exceedingly rare: there is less that a 1% chance of finding one in an SKA-like field of view according to our model. In this section we assess the combined effect of all quasars actually present in the field. We first run the FoF halo finder on the different snapshots of the simulation, and then recreate a lightcone of haloes. Each halo in this lightcone then has a 10% chance of hosting a radio loud quasar, and to these, we assign a 1450 Å luminosity following equation 4.6. Then, we choose the radio loudness of each quasar stochastically following equation 4.8. Finally, we randomly choose a starting time for the duty cycle of our quasar, in the 100 Myrs before the time when the worldline of the quasar intersects the past lightcone of the observer. For our fiducial model, with f duty = 0.02, the quasar will shine for 2 Myr, and for our model with f duty = 0.2, it will shine for 20 Myr. These choices, though somehow arbitrary, are to be compared with the findings of [START_REF] Eilers | Implications of z ∼ 6 Quasar Proximity Zones for the Epoch of Reionization and Quasar Lifetimes[END_REF], who find a large fraction (∼ 10%) of young (< 1 × 10 5 yr) quasars, and conclude to a typical duty time of 1 Myr. It should also be compared with [START_REF] Davies | Quantitative Constraints on the Reionization History from the IGM Damping Wing Signature in Two Quasars at z > 7[END_REF], who studied ULAS J1120+0641 (z ∼ 7.1) and ULAS J1342+0928 (z ∼ 7.5) and infer an age of respectively 3 Myr and 1 Myr. Changing our value would change the form of the contribution, but we expect the mean effect not to be affected by varying the duty time, with constant f duty .

In figure 4.7, we can see the combined effect of all the quasars in the simulation. As we can see, the effect barely reaches 0.02 mK in some places, and the effect on the mean is 10 times lower. This is far below the level of noise expected in the different versions of the SKA, and even if we showed a single slice of the lightcone, and if a particularly bright radio loud quasar could leave a stronger imprint, we expect a most likely undetectable contribution from this effect.

It should be noted that in our simulation, only haloes down to a few 10 10 M are resolved, which correspond to a black hole mass around 10 6 M . This means that the unresolved haloes could contain quasars that we do not take into account. If we had resolved haloes down to a black hole mass of 10 5 M (resp. 10 4 M ), this would have increased the total radio emission by a factor of 2 to 4 (resp. 4 to 8) at z ∼ 10 -12. However, our model of AGN emission has been constrained by observations of supermassive black holes, and extrapolating it to intermediate mass black holes would not be wise. Some authors also argue that the black hole mass function will experience a drop below 10 7 M [START_REF] Haiman | Modeling the Counts of Faint Radio-Loud Quasars: Constraints on the Supermassive Black Hole Population and Predictions for High Redshift[END_REF][START_REF] Kulkarni | Large 21-cm signals from AGN-dominated reionization[END_REF]). In addition, if more haloes are resolved in the simulation, then more stars are formed, and the end result is difficult to predict.

Contrary to section 4.5, we do not plot the corresponding power spectra, as the difference is really to small to be observed. However, we can comment on the predictions by Ewall-Wice et al. 2014 of the impact on the power spectrum of the 21-cm forest. They study the impact of the direct 21-cm emission of the radio loud quasars, and find a measurable impact on the power spectrum at high redshift (z > 12). This would most probably not be the case in our model, and the explanation is probably given by their figure B1: they make use of the model of Wilman et al. 2008, which predicts approximately 10 (resp. 50) times more sources than that of Haiman et al. 2004 at z = 12 (resp. z = 16), and as we saw earlier, our model for quasar radio emission gives similar results than that of [START_REF] Haiman | Modeling the Counts of Faint Radio-Loud Quasars: Constraints on the Supermassive Black Hole Population and Predictions for High Redshift[END_REF]. This means that with our model, the impact on the power spectrum of the 21-cm forest would probably be considerably decreased as compared with their predictions. In this section, we will compute a simple model for the contribution of a quasar to the x α coefficient:

x α = 4P α T 27A 10 T CMB (4.21)
where A 10 = 2.85 × 10 -15 s -1 , T = 0.068 K and P α is the number of scatterings per atom per second. According to [START_REF] Semelin | Lyman-alpha radiative transfer during the epoch of reionization: contribution to 21-cm signal fluctuations[END_REF], the number of scatterings in the Lyman-α line per photon in the IGM at average density at redshift z can be written:

N scat = 8 × 10 5 H (z = 10) H (z) (4.22)
Thus, for a given atomic density n, the number of scatterings per photon is:

N scat (n) = 8 × 10 5 H (z = 10) H (z) n n mean (4.23)
where n mean is the mean atomic density of the universe.

Let us now consider a quasar with a constant spectral density of luminosity L α β , between Ly-α and Ly-β. Indeed, according to [START_REF] Lusso | The first ultraviolet quasar-stacked spectrum at z 2.4 from WFC3[END_REF], the continuum spectral density of luminosity does not vary by more than 20% in this range. We will consider a simple model, where at a certain comoving distance r from the quasar, the flux is:

F ν = L α β 4πr 2 (erg s -1 Hz -1 m -2 ) (4.24)
According to [START_REF] Semelin | Lyman-alpha radiative transfer during the epoch of reionization: contribution to 21-cm signal fluctuations[END_REF][START_REF] Chuzhoy | Radiative Transfer Effect on Ultraviolet Pumping of the 21 cm Line in the High-Redshift Universe[END_REF][START_REF] Chuzhoy | Radiative Transfer Effect on Ultraviolet Pumping of the 21 cm Line in the High-Redshift Universe[END_REF] is true only at distances above 10 Mpc. Figure 5 in [START_REF] Semelin | Lyman-alpha radiative transfer during the epoch of reionization: contribution to 21-cm signal fluctuations[END_REF] shows that a simple r -2 law tends to underestimate P α by up to a factor of 3 near the quasar. In order to archieve better precision, the full lyman-α simulation should be run, with the quasar contribution taken into account. However, we trust that the overall properties of this effect will still be correct.

Let us consider a volume element in spherical coordinates dr dS. We will now compute the number of scatterings per atom per second in the cell. The expansion factor and comoving distance are related through the formula:

dr = cda H (a)a 2 (4.25)
If a photon is emitted at an expansion factor a qso , with a frequency ν, then it will be received at a distance r, and corresponding expansion factor a(r), with a frequency νa qso /a(r). The photons that redshift into the Ly-α line in that cell were emitted with frequencies approximately between ν α a(r)/a qso and ν α a(r + dr)/a qso , meaning a bandwidth of ∆ν = ν α a(r) 2 H (a(r))dr/(a qso c). In a time interval of emission dt em , the number of photons redshifted into the Ly-α line in this volume element can be expressed as:

N = ν α a(r) 2 H (a(r))dr a qso c L α β 4πr 2 E α (r) dS dt em (4.26)
where E α (r) = hν α a(r)/a is the energy of the emitted photon. If we call F α the number of photons that are redshifted into the Ly-α line in the volume element per unit time, and dt rec the reception time interval, we can write:

F α dt rec = ν α a(r) 2 H (a(r))dV a qso c L α β 4πr 2 hν α dt em (4.27)
Using the relation dt rec /a(r) = dt em /a qso , one can deduce the following expression:

F α = ν α a qso H (a(r))dV c L α β 4πr 2 hν α (4.28)
This gives us the total number of scatterings per atom per second in our volume element of:

P α = F α N scat (n) ndV (4.29) = 8 × 10 5 H(z = 10)n -1 mean a qso L α β 4πr 2 h (4.30)
Which means that, at distance r from the quasar, we can express the contribution from the quasar to x α as:

x α,qso = 8 × 10 5 a qso H (z = 10)L α β T 27πr 2 h A 10 T CMB n mean c (4.31)

In order to apply our model, we choose, as noted earlier, an x α efficiency f α = 0.5. Though it seems a sensible choice, it also increases the effect we are studying by lowering the background x α . However, our choice of a r -2 profile underestimates the luminosity by a factor of 1.5 -2 between 1 and 10 Mpc of the quasar (see figure 5 in [START_REF] Semelin | Lyman-alpha radiative transfer during the epoch of reionization: contribution to 21-cm signal fluctuations[END_REF]. Also, according to [START_REF] Vonlanthen | Distinctive rings in the 21 cm signal of the epoch of reionization[END_REF]Pritchard and[START_REF] Furlanetto | The global 21-centimeter background from high redshifts[END_REF], taking into account only the scattering in the lyman-α line and not in higher order lines would result in underestimating the luminosity by a factor of 3. For those reasons, we expect that we do not to overestimate the relative contribution of the quasar to x α .

Effect of a single bright quasar

We want to assess the effect of the lyman band emission of a single bright quasar on the tomography. In order to choose our quasar, we will determine the brightest quasars expected in an SKA-like field of view, or in the SKA available sky. More precisely, we will choose three quasars in the redshift bins 12.5-11.5, 11.5-10.5 and 10.5-11.5, such that there is on average exactly one quasar at least as luminous, in an SKA-like field of view (25 deg 2 ) or the SKA available sky (31 500 deg 2 ).

Ω z bin z M stand (M ) M real (M ) lum. (erg s -1 Hz -1 ) M 1450 R S (
According to our simple model, there is a one to one relation between the mass and the UV luminosity for each quasar. For a given mass m and a given redshift interval [z -∆z/2, z + ∆z/2] the average number of active quasars of mass greater than m on the past lightcone of the observer, is given by:

n hmf (M > m)V (z, ∆z) f duty (4.32)
where n hmf is the cumulative halo mass function and V (z, ∆z) is the comoving volume element given by:

V (z, ∆z) = z+∆z/2 z-∆z/2 cD M (z) 2 /H (z)dzΩ (4.33)
where D M (z) is the comoving distance between redshift z and redshift 0 and

H (z) = H 0 Ω m (1 + z) 3 + Ω Λ .
In order to determine the mass of our quasar, we only have to solve for m in:

n(M > m)V (z, ∆z) f duty = 1 (4.34)
In table 4.3 we present the properties of these standard quasars, and the quasars we choose in the simulation to represent them. Even though we have around 10 times less volume in our simulation than in a typical SKA field, we can still find quasars with masses close to the standard masses calculated in 4.34. We simply force them to be in the active phase, thereby offsetting the much smaller volume of our box. In figure 4.8, we can see the results of this study. As can be seen, there is a strong impact on the tomography, over -40 mK in extended regions. Also the patterns are clearly distinct from anything that is otherwise expected in the tomography. The effect is reduced at higher redshift, probably due to lower intensity, and it is at its peak around z = 10.2. For lower redshift (z = 9 and less) the effect almost completely disappears due to a higher mean x a .

Observability at SKA1 resolution

In subsection 4.5.2, we showed that for a typical SKA field of view, we should expect to see at least one quasar with significant contribution to δT b (extended regions of ∆δT b ≥ 40 mK). However, at SKA-like resolution, it is not obvious that the effect can be spotted in the tomography, since the shape of the pattern will be significantly altered by the resolution and noise. In order to address this question, we choose the z = 10 quasar in table 4.3, and we assign it a luminosity corresponding to the brightest quasar expected in an SKA-like field of view, and in the SKA available sky.

Then, we considered a 1000h observation (in runs of 8h centered on the zenith) with the SKA, using the baseline design station layout1. We assumed stations with a 35 m diameter, dipoles with effective collecting area min (2.56, λ 2 3 ) m 2 and a system temperature T sys = 100 + 300 ν 150MHz -2.55 K [START_REF] Mellema | Reionization and the Cosmic Dawn with the Square Kilometre Array[END_REF]. We evaluated the noise in each visibility cell following McQuinn et al. 2006, computed the effective observation time in each cell resulting from earth rotation, and implemented the resolution choice with a gaussian filter in visibility space. We generate the maps at three levels of resolution: the full resolution of our lightcone (without noise), and 6.8' and 3.4' where we added the thermal noise. We did that for two different timings (described in 4.4.2).

The results are shown in figure 4.9. As can be seen, the brightest quasar in an SKA-like field of view can be seen well above the level of noise in all cases, and the very peculiar shape of the pattern may even be retrievable from the "timing 2" 3.4 image. Also, we can see the tremendous effect of the brightest quasar of the SKA available sky, with an unmistakable pattern for both timings, at very high S/N ratio. This means that in a standard SKA field, we may be able to put constraints on the length of the duty cycle of one or a few quasars at different redshifts. Indeed, for a type 1 quasar, the opening angle of the parabola will give an upper limit on the length of the duty cycle, while for a type 2 quasar, the thickness of the pattern in the direction of the line of sight will directly give the length of the duty cycle. If a substantial sky survey is made in order to detect a particularly bright quasar, then one could expect tight constraints on the duty cycle. However, one should recall that no prior survey could detect a quasar of the "timing 2" type, since it has already turned off when it intersects the lightcone, so a quasar found by any kind of survey would be of the "timing 1" type, which only allows us to determine a lower limit on the length of its duty cycle. Finally, one should note that a quasar as bright as the one we expect in the SKA available sky would possibly be found in a different environment. For that reason, we also assigned the same mass to a quasar at z = 9, in an environment far less advantageous for observability, and we noticed that the S/N ratio, though smaller, is still high, and the pattern clearly identifiable.

Collective effect of all active quasars

In this section, just as before, we assess the combined effect of all the quasars in the field. We first run the FoF halo finder on the different snapshots of the simulation, and recreate a lightcone of haloes. For each halo, we assign a 1450 Å luminosity following equation 4.6. For simplicity we assume the spectrum to be flat in those regions, the corrective factor between 1450 Å and the lyman band (between 1025 Å and 1215 Å) being close to one. Then, we randomly choose a starting time for the duty cycle of our quasar, in the 100 Myrs before the quasar worldline intersects the past lightcone of the observer. For our fiducial model, with f duty = 0.02, the quasar will shine for 2 Myr, and for our model with f duty = 0.2, it will shine for 20 Myr. The length of the duty cycle is somehow an arbitrary choice, and it does change the form of the contribution, but we expect the mean effect not to vary for a different choice of duty cycle length if the same f duty is used.

In figure 4.10 the lightcone of δT b and the contributions of the quasars for the two models are shown. One can see that the impact of the Lyman band emission is stronger than that of the radio emission, since one can see extended regions with a δT b decreased by at least 1 mK. However, the effect does not considerably alter the signal. It changes the mean δT b by 0.2 mK. Although small, this may be detectable in the power spectrum (if sufficiently peaked in terms of characteristic scale).

It is important here to state that the 21SSD simulations resolve haloes down to a few 10 10 M . This corresponds approximately to a black hole mass of 10 6 M . In principle, underresolved haloes with M BH < 10 6 M could contribute to the effect described above. For instance, if haloes down to 10 5 M were to be taken into account, this would result in an increase of the total Ly-α emission of 50% at z = 6 and 300% at z = 12. This is considerable, but one has to keep in mind that all the haloes that are underresolved are themselves star forming haloes and would also participate to the Ly-α emission.

The potential contribution of unresolved haloes are similar to what is discussed in 4.4.3, and though they might increase significantly the magnitude of the Lyman-α emission, we do not dare extrapolate our model at such low masses. In addition, as already pointed out, if those haloes were resolved in our simulation, then they would undergo star formation as well and would also contribute to the Lyman-α emission in a way difficult to predict. We computed the power spectra at different redshifts (8, 9, 10, 11 and 12) and for the different models (no quasar, f duty = 0.02 and f duty = 0.2). These can be found in figure 4.11, where we also add the error bars corresponding to the thermal noise, in order to assess the detectability of the effect. We notice that the relative effect is mostly invisible, and does not change the shape of the power spectra. However, except for z = 12, the effect is within SKA sensitivity for low k. In order to illustrate this, we plot the differences at z = 8 and z = 10 in figure 4.12, as well as the expected level of noise for the SKA. We notice that at z = 10, the effect is above thermal noise at low k, but the difference is featureless, which would make it degenerate with other effects, such as the efficiency of x α in galaxies. It should be noted that those differences are much smaller than those found by [START_REF] Kulkarni | Large 21-cm signals from AGN-dominated reionization[END_REF][START_REF] Hassan | Constraining the contribution of active galactic nuclei to reionization[END_REF], who studied the impact of the ionizing radiation of quasars on the 21-cm power spectrum. As explained in section 4.3.3, those two models are much more optimistic than ours. Indeed, [START_REF] Kulkarni | Large 21-cm signals from AGN-dominated reionization[END_REF] tune their model in order to fit the ionizing emissivities from Madau and Haardt 2015 which predicts much higher emissivities than ours. [START_REF] Hassan | Constraining the contribution of active galactic nuclei to reionization[END_REF], whose model already predicts slightly higher emissivities than ours, assume an escape fraction 2.5 to 5 times higher for AGNs than we assume here. As a result the impact on the power spectrum will probably be much lower than the few tens of percents or more that they find. Still one could wonder if in our model this effect is more important than that of the Ly-α emission, and as explained earlier, we will take into consideration the impact of the ionizing UV radiation of quasars in a future work.

Conclusions

In this work we developped a model for quasar emission in the optical and the radio able to reproduce the observational data available up to z = 6 (section 4.3). We then extrapolated this model at redshifts between 6 and 12 and predicted the abundances of radio loud quasars at high redshift. This led us to conclude that, even neglecting 154CHAPTER 4. IMPRINTS OF QUASARS DUTY CYCLE ON THE 21CM SIGNAL the attenuating of synchrotron emission due to the CMB at high redshift, a significant fraction of the sky would have to be surveyed to find a quasar in the 10 mJy range, as is usually assumed for 21-cm forest predictions, and that it is unlikely to find such a quasar in a typical SKA field. Also, extrapolating our model to even higher redshifts, we find that the contribution of quasars to the radio background is negligible compared to the CMB, and cannot explain the surprisingly low absorption regime detected by [START_REF] Bowman | An absorption profile centred at 78 megahertz in the sky-averaged spectrum[END_REF] In section 4.4 we studied the effect of the radio emission of a quasar on the spin temperature in the surrounding IGM, an effect that has never been taken into account before. Applying this effect to quasars in one cosmological simulation of the 21SSD database [START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF], we concluded that a 1 mJy or 10 mJy quasar may have a substantial effect on the δT b tomography (up to 40 mK). However, due to the rather small scale of the effect, we showed that it has little chance of being detectable with the SKA. We also concluded that in a typical SKA1-Low field, the combined effect of the radio-loud quasar population is negligible.

Finally, in section 4.5 we studied the impact of the lyman continuum emission of quasars on the local value of x α in the IGM, and concluded that the brightest quasar in a typical SKA field will have a substantial impact on the tomography (a difference larger than 40 mK in regions of several tens of Mpc in size). We also concluded that the specific pattern created by such a quasar may even be detectable in the tomography. Also, the brightest quasar expected in the SKA sky would have an effect so important that the pattern would be clearly identifiable, and one could precisely compute the length of its duty cycle. On the other hand, the overall impact on the tomography is rather modest (up to -1 mK, and on average -0.2 mK) and is far below the level of noise. We also studied the impact on the power spectrum, and concluded that it was above the level of noise at low k and z ≤ 11. However, without any identifiable feature, it will probably be degenerate with other effects such as the efficiency of x α in galaxies.

As already pointed out, for simplicity we assumed direct relations between the halo mass and the black hole mass (for Eddington ratio or for bolometric corrections). These relations are never as tight and if we had included a scatter, it would have decreased the slope of our luminosity functions. In the range of luminosity covered by the observations, every model is more or less equivalent, but a higher slope will mean fewer quasar below the observational range, which means that the luminosities of the quasars in our simulation box (or in a typical SKA field) will be reduced. However, a rarer and more luminous quasar such as the one we expect in the SKA available sky will barely be affected by this change.

The two effects we present in this work are instantaneous effects, and depend strongly on the timing between the duty cycle and the passing of the lightcone. On the contrary, the ionizing emissions (UV and X-ray) of the quasar will mostly act as a cumulative effect. In a forthcoming work we will address this question by running a consistant cosmological simulation, including UV and X-ray emission from both the quasars and the stars. The effects, although less distinctive for single objects, may be stronger on the power spectrum.

Appendice: adding the contribution of the quasars

For the purpose of this work, we needed to include the contribution of the quasars through their radio and lyman band (between Ly-α and Ly-β) emission, in the lightcone suite described in 3.2. The halo finder is run as post-treatment, thus when the collective effect of the quasars is needed (subsection 4.4.3 and 4.5.4), a lightcone of quasars is constructed just like the lightcone of x α (see 3.2.2), even though we do not interpolate the properties of the haloes. When only a few quasars are needed, with given masses and redshift (subsection 4.4.2 and 4.5.2), the lightcone of quasars is searched to find quasars with similar properties, and only the contribution of those quasars is taken into account. The effect of the radio emission on the 21cm signal is included by applying the transformation T CMB → T rad in the calculation of T S (see 4.4.1 for the definition of T rad ). As for the effect on the Wouthuysen-Field, it consists in adding x α,qso (defined in equation 4.31) to x α computed from the Lyman band emission of the stars.

However, when calculating the contribution of the quasars, it is computationnaly much more efficient to create a full lightcone of T rad or x α,qso : this requires going through the list of quasars only once, while proceding slice by slice requires to go through this list at every slice, which can multiply the computation time by a few. However, when working on this chapter, I used this routine quite often, and it was not always possible to run the algorithm on 200Go of RAM. So I proceeded slice by slice, and I ordered the quasars by redshift, so that only a fraction of them is explored for each slice. Even though this is less efficient than the initial version, the reordering of the quasars and a careful parallelization allowed to bring the computing time to a reasonable value: around 30 min for processing one of the lightcones of figure 4.7 or 4.10.

Chapter 5

Quasars On-the-fly

In the last chapter, I developped a model of quasars predicting both UV and radio luminosities. Then I studied the impact of Lyman-α and 21-cm emission of those quasars on the 21-cm signal. The 21-cm is sensible to the instantaneous value of this emission, creating specific patterns. On the contrary, the ionizing UV or X-ray emission of the quasars acts in a more cumulative way, and the speed of the ionization fronts is never such that those patterns are observed. However, in our model, the luminosity of the quasars is proportional to M α halo where α ≥ 5/3 depends on the bolometric conversion, while that of the stars is proportional to the SFR, itself proportional to M halo (see figure 2.11). This tilt in the mass/luminosity distribution could very well lead to a different reionization history. Also, even though I do not expect that taking into account the variability of the quasars will have observable consequences, this should be assessed. In this chapter I will push my model for quasar emission in order to predict the X-ray emission of the quasars, and confront it to observed QLF. Then, I will run cosmological simulations with the ionizing UV and X-ray emission of the quasars onthe-fly.

Quasar model

Generalities

The model that we will use for quasars is detailed in chapter 4. I will only summarise it briefly.

Let us consider a halo of mass M halo at a redshift z. According to equation 4 of [START_REF] Wyithe | Self-regulated Growth of Supermassive Black Holes in Galaxies as the Origin of the Optical and X-Ray Luminosity Functions of Quasars[END_REF], its center contains a black hole of mass:

M BH = 6.9 × 10 5 M halo 10 12 M 5 3 ξ (z) Ω m 5/6 (1 + z) 5 2 M (5.1)
where ξ (z) Ω m for z ≥ 6. We suppose that this quasar shines at Eddington's lumi-157 nosity:

L bol = 2.2 × 10 10 × f corr M halo 10 12 M 5 3 (1 + z) 5 2 L (5.2)
where we made the approximation ξ (z) Ω m . f corr is an ad-hoc coefficient used to correct for all the uncertainties on different coefficients, whose values are not well constrained in literature (Eddington's ratio, mass of the black hole, bolometric conversions...). As our model has already been fitted on the 1450 Å luminosity functions, for coherence we have to keep the values of f corr = 1 and f duty = 0.02 for the fiducial model.

Bolometric conversions

Now we need to convert the bolometric luminosity into the X luminosity. The scatter in X-ray bolometric conversions is important, and this results in very different predictions for the bolometric conversion [START_REF] Marconi | Local supermassive black holes, relics of active galactic nuclei and the X-ray background[END_REF][START_REF] Wang | 21 cm Tomography with Foregrounds[END_REF][START_REF] Runnoe | Updating quasar bolometric luminosity corrections[END_REF]. In this work I will use three different bolometric conversion: that of [START_REF] Marconi | Local supermassive black holes, relics of active galactic nuclei and the X-ray background[END_REF]: where α and β will be used to fit the luminosity functions. Those bolometric conversions are compared in figure 5.1 with (α, β) = (8.28, 0.85) (see 5.1.3). We can see that Runnoe et al. 2012 bolometric conversion performs better at low luminosities, [START_REF] Marconi | Local supermassive black holes, relics of active galactic nuclei and the X-ray background[END_REF] at high high luminosities, and ours is intermediate. We will see that it has an important impact on the luminosity functions.

log(L bol ) = 1.54 + 0.24L + 0.012L 2 -0.0015L 3 + log(L 2-10keV ) ( 

X luminosity functions

In order to compare the different models, we will compare them with the observed luminosity functions at three redshifts (z ∼ 3.5, 4.5 and 6) [START_REF] Fiore | Faint high-redshift AGN in the Chandra deep field south: the evolution of the AGN luminosity function and black hole demography[END_REF][START_REF] Ueda | Toward the Standard Population Synthesis Model of the X-Ray Background: Evolution of X-Ray Luminosity and Absorption Functions of Active Galactic Nuclei Including Compton-thick Populations[END_REF][START_REF] Georgakakis | The X-ray luminosity function of active galactic nuclei in the redshift interval z=3-5[END_REF][START_REF] Aird | The evolution of the X-ray luminosity functions of unabsorbed and absorbed AGNs out to z∼ 5[END_REF]. The coefficients of α and β are obtain by fitting the model on those three datasets, giving the same weight to each redshift. Then, we assume as in the fiducial model of chapter 4 f corr = 1, f duty = 0.02, and we use the HMF from [START_REF] Jenkins | The mass function of dark matter haloes[END_REF], generated using HMFCalc (Murray et al. 2013, see 4.3.3 for more details about the calculation of the luminosity functions). The luminosity functions obtained are given in figure 5.2, and we can see that none of the bolometric conversion can fit the whole range of luminosities: using the bolometric conversion of [START_REF] Runnoe | Updating quasar bolometric luminosity corrections[END_REF] allows to fit the faint end relatively well (except maybe for the data points of [START_REF] Fiore | Faint high-redshift AGN in the Chandra deep field south: the evolution of the AGN luminosity function and black hole demography[END_REF], which seem to be a bit at odds with other estimates).

Our estimate also fits relatively well the faint end and has a better agreement with the data points of [START_REF] Fiore | Faint high-redshift AGN in the Chandra deep field south: the evolution of the AGN luminosity function and black hole demography[END_REF], but seems on the overall to be slightly overestimated. However, the bright end of the luminosity function is well fitted by using the bolometric conversion of [START_REF] Marconi | Local supermassive black holes, relics of active galactic nuclei and the X-ray background[END_REF], and the faint end seems to be largely overestimated.

The reasons for that come mainly from the differences exhibited in figure 5.1. However, for the purpose of this work, we are only interested in the faint end of the luminosity function, as it corresponds to the quasars we expect in our simulation boxes (see 4.3.3 for a discussion about this).

X-ray emissivity

Another key quantity to evaluate is the f X coefficient described in 3.1.3:

f X = L X 3.4 10 40 erg.s -1 SFR 1 M .yr -1 -1 (5.6)
This parameter quantifies the importance of X-rays, and is set to 1 for the fiducial simulation of the 21SSD database. Using the halo finder on the haloes of the snapshots of the 21-SSD simulations (which all have very similar SFR), one can estimate the mean f X parameter as a function of redshift, by calculating the total X luminosity, and dividing it by the total star formation rate. The resulting mean f X is shown in figure 5.3. Surprisingly, my model gives a quasi constant f x very close to 1, while the Runnoe et al. 2012 bolometric conversion gives an f X a few times lower, and the [START_REF] Marconi | Local supermassive black holes, relics of active galactic nuclei and the X-ray background[END_REF] bolometric conversion a few times higher. This is not a proof of the validity of my model, as equation 5.6 comes from observations of X-ray binaries at low redshift (e.g. [START_REF] Grimm | High-mass X-ray binaries as a star formation rate indicator in distant galaxies[END_REF], and its extrapolation to high redshift quasars is highly contestable. However, as f X = 1 is the standard value for the 21SSD and in other works (Furlanetto et al. 2006;[START_REF] Pritchard | 21-cm fluctuations from inhomogeneous X-ray heating before reionization[END_REF][START_REF] Fialkov | The observable signature of late heating of the Universe during cosmic reionization[END_REF]), I will preferentially use this model. Depending on the results of the first simulation, the other two models might also be used as optimistic and pessimistic prescriptions for X-rays, but the comparison with simulations from the 21-SSD database will be more complicated.

Numerical implementation

Total UV and X luminosities

In LICORICE, the luminosity used for radiative transfer is the total luminosity. In 4.3.3 I have derived the expression for the luminosity at 1450 Å, as a function of the (1 + z) 2.93 L (5.8)

In order to calculate the total luminosities, we will assume that the SED of our quasars is composed of two components, UV and X, following power laws in their respective ranges (explicited below), with spectral indices α UV and α X . We approximate the total UV luminosity as the integral of this power law between the ionization threshold at 912 Å and infinity:

L UV = +∞ ν 13.6 eV L ν (ν)dν = νL ν (ν 13.6 eV ) α UV -1 (5.9)

Similarly, the total X luminosity is obtain by integrating from 0.1 keV and infinity, which yields:

L X = L 2-10 keV ν -α X +1 0.1 keV ν -α X +1 2 keV -ν -α X +1
10 keV

(5.10)

In order to simplify the comparison, we use the same value of α X = 1.3 than implemented for soft X-rays in LICORICE. For UV, we use α UV = 1.7 [START_REF] Lusso | The first ultraviolet quasar-stacked spectrum at z 2.4 from WFC3[END_REF]. Finally, using the expression νL ν (ν 13.6 eV ) 1.1νL ν (ν 1450 ) [START_REF] Lusso | The first ultraviolet quasar-stacked spectrum at z 2.4 from WFC3[END_REF], one can get the final expressions for the total luminosities:

L UV = 6.7 × 10 9 M halo 10 12 M 1.83

(1 + z) 2.75 L (5.11) L X = 1.1 × 10 9 M halo 10 12 M 1.96

(1 + z) 2.93 L (5.12)

Implementation

The implementation of ionizing UV and X-rays from the quasars makes full use of the tools presented in 2.3. The halo finder and merger tree are run on the fly, in order to keep track of the different AGNs during their duty cycle. As soon as a new halo is created, it is given stochastically a starting time for its duty cycle t start , and a corresponding ending time t start +t duty where t duty is fixed at 2 Myr, as in the fiducial model of chapter 4. Once the quasar is active, a virtual source particle is created and is given the luminosities calculated above. At every timestep the luminosity of the source particle is adapted in order to take into account possible accretion or merging. After 2 Myr, the virtual particle will be destroyed, and the quasar will stay inactive for another 100 Myr. When two haloes are merged, the resulting quasar continues with the same agenda as the bigger one, while the information about the duty cycles of the second one is lost.

In a typical 21SSD simulation, there is around 1 000 000 stellar sources by the end of the simulation, and only 100 000 haloes, among which only 2% are active at a given time. For that reason, the number of photons per quasar source can be significantly increased for improving angular sampling, without a significant increase in computing time.

Perspectives

As I write those lines, this is still ongoing work: the simulations are being run and I cannot show any more result. The first result that we expect is a change in the fluctuations of the X-ray heating, due to a different mass dependance of the luminosity, and this might impact both the tomography and the power spectrum. Depending on the choice of escape fraction, we might also expect a different distribution of the shapes of the ionized bubbles, also due to a different slope for the mass-luminosity relation. Finally, thank to on-the-fly imaging, it will be possible to observe the disruption of the ionizing bubble of a galaxy when the quasar enters its active phase, and assess whether taking into account a realistic timing for the quasar's duty cycle leads to different results than using a constant luminosity as it is usually done.

Conclusion

In this manuscript, I have taken you on a trip around a magical and hostile world, from the gloom of the Dark Ages to the bursting Epoch of Reionization. Together we have travelled as far as the dangerous lands of radio interferometry, or the fascinating outskirts of supermassive black-holes, and most importantly, we have plunged deep into numerical astrophysics, from which we have emerged stronger.

In chapter 2, after giving a small review of the different numerical schemes used for EoR purposes, I present the programs and algorithms I developed during my thesis. First of all, and one of the pillars of my thesis, is the halo finder and all the associated tools (section 2.3). Highly parallelized and efficient, my FoF halo finder is fully integrated in LICORICE, and is able to run on-the-fly in big simulations without decreasing their perfomances. Also, it has been tested on the cosmological simulation test of the Haloes Going Mad comparison project [START_REF] Knebe | Haloes gone MAD: The Halo-Finder Comparison Project[END_REF]) and passed. Along with the halo finder, I developped a merger tree, which allows to track the individual haloes between snapshots or timesteps. This is particularily important when looking at the time variation of different quantities (such as the escape fraction or SFR), but it is also interesting because it allows to study the impact of mergers on the different properties of a halo. Also, combined with an imaging routine, it is possible to image on-the-fly all the haloes in the simulation, and even compare it between different simulations. This is particularily important when studying the feedback of the galaxy, such as supernovae or AGNs.

And indeed, one of my contributions was to implement a more realistic treatment of both radiative and supernova feedback. By recording the star formation history in each particle in the past 60 Myr, I was able to give to the stars a correct timevarying luminosity without too much ad-hoc prescriptions. While in big simulations the UV ionizing radiation tends to be cumulative, in small simulation the timing of star formation is important, as the radiative and supernovae feedback of the first stars can prevent the second generation to form, blow holes into the surrouding gas, or even photoevaporate it, thus allowing for radiation to escape. In order to study those subjects, I implemented in LICORICE a new version of supernovae feedback and I added to my halo finder a tool for calculating the escape fraction. However, LICORICE had not yet been tested on small scale simulations, and at the time, several issues (that are now solved) prevented me from continuing in that direction. Also, in difficult times, when we thought that LICORICE's integration at very high redshift might be inacurrate, I implemented the splitting of the foreign domains, as well as a new integrating scheme, in order to increase the precision of the algorithms. Then I have pulled up my sleeves and tackled the problem of Ewald's summation of the quadrupoles, and I was able to give a concise expression for the force and the potential, as well as a simple numerical implementation. I then applied this method on a simple test case, which validated both my equations and my implementation, but I never had the occasion to implement it in LICORICE.

Instead, I was given a more fascinating subject, that of the impact of the quasars on the 21-cm signal. But before anything, I had to build a program that would compute the 21-cm signal for on-the-fly lightcones. This suite of programs is presented in chapter 3, and in particular it has been developped to meet the needs of the 21SSD database. First I developped a routine which, from raw, full resolution lightcones of particles (containing in particular the temperature, density and neutral fraction), as well a handful of snapshots of x α , computes the gridded lightcone of the density, temperature, neutral fraction and x α , at any chosen resolution (usually 1024 × 1024 × 8192, that is 34 Go per lightcone). I have then adapted an existing routine in order to compute the 3D lightcones of δT b , as well as 2D slices. Due to the large amount of data to be processed, I have parallelized most routines in shared memory (OpenMP). Those routines are designed to work on post-treatment machines, usually limited in the number of CPU, but with a large quantity of RAM (up to 200 Go for my routines). I also included in this simulation suite an existing routine for the calculation of the 21-cm power spectrum, and adapted another one, in order to include the possibility of adding to the lightcone the thermal noise expected in a real observation with the SKA, at any given angular resolution.

Then, for the purpose of chapter 4, I implemented in my suite of programs the effect of the 21-cm and Lyman-α emission on the 21-cm signal, as post-treatment on the lightcone. I have developped two version of this routine: one that is very efficient but memory consuming, and another one which is a bit slower, but requires much less memory. In both cases, careful parallelization allowed me to bring the computing time of those algorithm down to a reasonable value.

Once I had developped those routines, I was ready for beginning my studies of quasars, which is presented in chapter 4. While this was initially intended to be a quick study of the impact of the 21-cm emission of a radio loud quasar, I have pushed it much further. First I developped a robust model for quasar emission (section 4.3), both in radio and UV. This model indeed, with only two free parameters, has been able to reproduce the observed luminosity function over a wide range of redshifts and luminosities. Already, with this model, I was able to make several predictions. The first one concerns the number of radio loud quasars expected in a typical observation with the SKA: I showed that according to my model, the probability of observing a quasars suitable for 21-cm forest observation (∼ 1 -10 mJy) in a typical SKA-like field of view is very small, and instead, a significant survey shall be conducted beforehand in order to detect such a quasar. In particular, my model predicts that the shallow survey presented in [START_REF] Koopmans | The Cosmic Dawn and Epoch of Reionisation with SKA[END_REF] should find several suitable candidates. I have also been able to comment on the recent papers infering the presence of a 21-cm background comparable to the CMB at high redshift [START_REF] Feng | Enhanced global signal of neutral hydrogen due to excess radiation at cosmic dawn[END_REF][START_REF] Ewall-Wice | Modeling the Radio Background from the First Black Holes at Cosmic Dawn: Implications for the 21 cm Absorption Amplitude[END_REF], and I concluded that in our model the contribution of radio loud quasars to this background is orders of magnitude below the CMB, and I deem unlikely that it would explain in any way the high absorption regime found by [START_REF] Bowman | An absorption profile centred at 78 megahertz in the sky-averaged spectrum[END_REF].

Then, I derived the impact of a radio loud quasar on the spin temperature, and thus on the 21-cm signal (section 4.4). Combining my models with a cosmological simulation from the 21SSD and I showed that a ∼ 10 mJy quasar leaves a distinct pattern on the 21-cm signal, even though there is little chance that it would be detected with the noise/resolution combination of the SKA. I also studied the collective effect of all the quasars in the simulation and found that their impact is negligible, both on the tomography and power spectrum.

Given the robustness of my model, and its capacity to predict both UV and radio emission, I was then insightfully advised to study the impact of the Lyman-α emission of the quasars (section 4.5). Indeed, just like the radio emission, the 21-cm signal is sensible to the instantaneous value of the Lyman-α emission, and we should observe the same kinds of patterns. Also, as all active quasars present a strong UV emission, while only a fraction of them have a strong radio emission, we can expect a more significant contribution from this effect. And indeed, the effect of the brightest quasar in a SKA-like field of view already has a important impact on the tomography, and should be observable by the SKA. Even more impressive is the impact of the brightest quasar expected in the SKA available sky: its pattern has a high signal to noise ratio, and is clearly visible up to ∼ 60 Mpc from the quasar. In particular, the observation of this kind of pattern in the tomography would allow to determine precisely the length of the duty cycle of the quasar. Finally, I have studied the collective effect of all quasars in the simulation, and found that it is close to negligible in the tomography. Also, the impact on the 21-cm power spectrum is small, but still greater than the thermal noise for a typical SKA observation. However it is unlikely to be observed as it is rather featureless. Surfing the wave, I have pushed my model a little further in order to study the ionizing UV and X emission of the quasars (chapter 5). For the UV emission, it was rather straightforward, but for the X-ray emission, a simple bolometric conversion is not enough to catch the behavior of the whole range of luminosities. Instead, I tried two different bolometric conversions from the litterature, and I also calculated one myself in order to fit the luminosity functions. The three bolometric calculations that I used are all consistant with the sample of quasars from [START_REF] Runnoe | Updating quasar bolometric luminosity corrections[END_REF]. I found that my bolometric conversion not only allowed to fit the faint end of the luminosity function relatively well, but it also produced a constant X-ray emissivity f X ∼ 1, which is a standard value, and allows easy comparison with the 21SSD simulations. It should be pointed out that using any of the three bolometric conversion, my model, without any adjustment, is able to marginally fit the X-ray luminosity functions.

Then, combining my halo finder and merger tree, I was able to track the quasars through episodes of accretion and merging, in order to give a coherent history of the duty cycles over time. I then implemented the ionizing UV and X-ray radiation from the quasars, using the already existing structure of radiative transfer in LICORICE. Even though this work is still in progress, it should not be long before I come up with the first results.

If I had had the time, there are several directions in which I could have carried on my work.

For instance, all the tools are now ready for running high resolution simulations in small boxes, with the stellar feedback correctly timed, and the escape fraction on the fly. Many subjets could be studied, such as the the quenching of star formation in low mass haloes, the variability of escape fraction and how it correlates with different episodes of accretion/merging/star formation. While this specific aspect has already been partly studied, big simulations usually still rely on a constant escape fraction. This simplistic prescription could be greatly improved, by including time variability or by taking into account the environment of the galaxy. This goal could also be achieved in a more elegant way by training neural networks on those simulations.

Another more direct extension of my work would be to include the UV and X emission of the quasars in the 21SSD database: the fraction of active quasars f duty could be varied, while adjusting f corr to keep the agreement with the observed QLF. Also, the impact of ionizing UV radiation could be modulated by varying the quasar's escape fraction. If the impact of quasars is important enough, it is possible that neural networks (trained beforehand on a given sample) could discriminate between those different quasar models, thus giving a interesting indirect probe to quasar's duty cycle and emission.

Ewald's summation

Let us assume a L × L × L box with periodic boundary conditions. Following the steps described in [START_REF] Hernquist | Application of the Ewald method to cosmological N-body simulations[END_REF], the potential for N bodies of mass m 1 , ..., m N can be expressed as:

Φ = G 2 i j N j=1 m i m j ψ(x i -x j ) + G 2 N i=1 m 2 i U
where U 2.8372975 and ψ corresponds to the effective potential of one particle and its periodic replicas, and can be expressed with its Fourier series:

ψ(x x x) = - 4π L 3 k k k 0 1 k 2 exp(ik k k.x x x)
where k k k = 2π L h with h ∈ N. However, this sum is desperately slow to converge, and the idea behind Ewald decomposition is to split it into two different terms: a short range term that will quicly converge in real space, and a long range term that will quickly converge in Fourier space. In this case it is customary to use a gaussian function, both because it decreases very rapidly, and because it is its own Fourier transform. Let us define α the width of the Gaussian in real space. In Fourier space, it has a width of 1/2α. We will then write:

ψ(x x x) = - 4π L 3 k k k 0 1 |k k k | 2 e -|k k k | 2 4α 2 e ik k k.x x x ψ l r + 4π L 3 k k k 0 1 |k k k | 2 e -|k k k | 2 4α 2 -1 e ik k k.x x x ψ sr
Due to the properties of the Gaussian, the sum in Fourier space of the long range term is ensured to converge quickly. We can express it more conveniently as:

ψ lr (x x x) = - 1 L h h h∈N 3 ,h h h 0 1 π|h h h| 2 × exp - π 2 |h h h| 2 α 2 L 2 cos 2π L h h h.x x x
Now the difficult part is to express ψ sr as a sum in real space. For that, we will use the following trick:

1 |k k k | 2 e -|k k k | 2 4α 2 -1 = - 1 4α 2 1 0 e -t |k k k | 2 4α 2
(1)
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We now permute the integral and the series, and we add the k k k = 0 0 0 term in the function:

ψ sr (x x x) = π α 2 L 3 - π α 2 L 3 1 0 k k k e -t |k k k | 2
4α 2 e ik k k.x x x dt

We will now use the fact that a Gaussian is its own Fourier transform. More precisely, for any x x x, k k k and β, we have:

β 2π 3 R 3 e -β 2 |x x x| 2 e -ik k k.x x x d 3 x x x = e -1 2β |k k k | 2 (2) 
Substituting this equation in equation 1 with β = 2α 2 /t, and interchanging the sum over k k k with the integral over R 3 , we find:

ψ sr (x x x) = π α 2 L 3 - α √ πL 3 1 0 R 3 k k k e ik k k.(x x x-x x x ) e -α 2 |x x x | 2 t d 3 x x x t -3 2 dt
We recognize in this equation the expression of the Dirac comb: Combining the long range and short range terms, we finally obtain the usual expression, that we can find in [START_REF] Hernquist | Application of the Ewald method to cosmological N-body simulations[END_REF]:

ψ(x x x) = π 2 α 2 L 3 - n n n erfc(α|x x x -n n nL|) |x x x -n n nL| - 1 L h h h 0 1 π|h h h| 2 × exp - π 2 |h h h| 2 α 2 L 2 cos 2π L h h h.x x x (5)
2 Summation over a subset of particles

We are now considering a subset of particles D that we want to approximate with their monopole and quadrupole. We will call x x x D the monopole (center of mass) of this subset. We want to evaluate the quantity: j∈D m j ψ(x x xx x x j )

SUMMATION OVER A SUBSET OF PARTICLES

Let n n n and j be given, we will write:

x x xx x x jn n nL = (x x xn n nLx x x D ) + (x x x Dx x x j ) = y y y + δ δ δ

We now want to expand the two expressions beneath with the assumption δ = |δ δ δ| |y y y| = y: Also, we have:

erfc (1) (x) = - 2 √ π e -x 2 erfc (2) (x) = 4x √ π e -x 2
We can then deduce: With A(y) independant of δ δ δ. Once this expression summed over all δ δ δ j = x x x Dx j , the term in y y y.δ δ δ disappears and we get: We can see that we will now need to expand this expression with the assumption that δ L

1. We can notice that in equation 7, we have one terme scaling as α 2 δ 2 , and the usual choice for α is 2 L , so this assumption will also be important for equation 7 to remain valid. We apply once again the transformation (h h h.δ δ δ) 2 = 1 3 (3(h h h.δ δ δ) 2 -δ 2 h 2 ) + 1 3 δ 2 h 2 , which gives us, once summed up over all j ∈ D: where y y y n n n = x x xx x x Dn n nL. One can notice the presence of an additional term I, which caracterizes the extention of the group of particles. Its presence is expected in the expression of the potential, but it would surely be unexpected in the expression of the force. Indeed, that would contradict Gauss theorem in that a spherically symetric extended distribution of matter would behave differently as a point mass. For that reason, this term has to be constant as a function of x x x. Actually, with the same tricks used in equations 2 and 1, we can show easily that: 3 Computation of the force

2α 3 3 √ π n e -α 2
We will need to take the gradient of this expression. For that we recall the following formulaes: We also need to calculate the following derivatives:

Q Q Q = (Q 11 ,Q 12 ,Q 13 ,Q 22 ,Q 23 ) Y Y Y n n n = (
d(x -k e -α 2 x 2 ) dx = -k x -(k+1) e -α 2 x 2 -2x -k α 2 xe -α 2 x 2 = -x -(k+1) [k + 2α 2 x 2 ]e -α 2 x 2 d(x -k erfc(αx)) dx = -k x -(k+1) erfc(αx) - 2α √ π e -α 2 x 2 x -k = -x -(k+1) k erfc(αx) + 2αx √ π e -α 2 x 2
We can deduce: with the convolution product defined so that:

F F F quad (x x x -x x x D ) = n n
(X X X * Y Y Y ).Z Z Z = X X X × (Y Y Y .Z Z Z )
Using all those definitions, we can then give final reduced equations for the potential: And then we can define the coefficients in the sums:

A n n n = c n n n + e n n n B n n n = d n n n + 5e n n n C h h h = f h h h cos ( βπh h h.z z z n n n )

D D D h h h = βπ f h h h sin ( βπh h h.z z z) h h h

The formula for potential becomes:

φ quad (x x x -x x x D ) - 2π 3L 3 I + α 3       n n n - 1 2 A n n n Z Z Z n n n + h h h 0 C h h h H H H       .Q Q Q (12)
and for the force:

F F F quad (x x x -x x x D ) = α 4      n n n - 1 2 B n n n z z z n n n z 2 n n n * Z Z Z n n n + 1 2 A n n n Z Z Z n n n + h h h 0 0 0 D D D h h h * H H H      .Q Q Q (13)
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 1 Figure 1.1: CIE cooling function as a function of the temperature, and for different metallicity. The figure is adapted from Sutherland and Dopita 1993. At low temperature and no metallicity, the main contributor to cooling is collisional excitation, while at high temperature it is Brehmsstrahlung. Other cooling mechanisms contribute at the 10% level.

Figure 1 . 2 :

 12 Figure 1.2: Cooling function of H 2 (for H -H 2 collisions), for two different choices of the density, taken from Galli and Palla 1998. The solid lines correspond to their fit, while other linestyles correspond to other authors. More detail about this figure can be found in their paper.

  4) which gives t rec (z = 10) = 377 Myr and t rec (z = 20) = 54 Myr. It should be compared with the Hubble time t H (z = 10) = 710 Myr and t H (z = 20) = 270 Myr. That means

Figure 1

 1 Figure 1.4: Slices of the different quantities (from top to bottom: density, temperature and metallicity) at different redshifts, from a numerical simulation from Wise et al. 2012.We can see that the metal enrichment in this simulation is highly inhomogeneous.
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 1 Figure 1.5: The now famous figure from Fan et al. 2006, presenting the spectra of 19 6.42 > z > 5.74 quasars, with visible trough due to the Gunn-Peterson effect.
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 16 Figure 1.6: Plot of the different constraints on the hydrogen neutral fraction presented in section 1.1.5.
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 1 Figure 1.7: Cosmic SFR as a function of redshift. The figure is taken from Oesch et al. 2015, in which they provide details about the data points.

  Figure 1.8: Schematic view of the hyperfine transition of the hydrogen atom (source: Wikipedia).
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 19 Figure 1.9: Example of the evolution of the mean δT B as a function of redshift, during the EoR, for the fiducial simulation of the 21-SSD database (Semelin et al. 2017). While the exact position of the absorption and emission regimes is not well constrained, the processes underlying those regimes are well understood, and presented in the figure. A comparison between the different predictions for the mean δT B can be found in figure 1.14.

Figure 1 .

 1 Figure 1.10: Allowed transitions between the 2P and ground state of the hydrogen atom, from Pritchard and Furlanetto 2006. The dashed line represents transitions that are allowed, but do not contribute to the spin exchange.

Figure 1 .

 1 Figure 1.11: Figure adapted from Smith 1966, showing the rate coefficients for spin exchange in H -H, He -and H -H + collisions. I took the liberty of refreshing the figure, the old plots being almost wiped out by time and bad photocopy.
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 1 Figure 1.13: Ongoing and future experiments of all-sky dipoles for detection of the global 21-cm signal.

Figure 1 .

 1 Figure 1.14: Comparison between the 21-cm global signal detected by Bowman et al. 2018 (best fit) and different models/simulations from the litterature. More precisely, are plotted two simulations from the 21SSD database (Semelin et al. 2017) corresponding to f x = 1, SHR= 0 and f α = 1 (fiducial), and f x = 0.1, SHR= 1 and f α = 2 (strong absorption), the "faint galaxies" simulation from Mesinger et al. 2016 and the standard model from[START_REF] Cohen | Charting the parameter space of the global 21-cm signal[END_REF]. This illustrates how our understanding of the EoR would be dramatically changed if this result was to be confirmed.

Figure 1 .

 1 Figure1.15: Summary of the existing lower limits on the 21-cm power spectrum for GMRT, MWA, PAPER and LOFAR at k ∼ 0.2 hMpc -1 , compared with the predicted power spectra from the fiducial model from 21cmFAST[START_REF] Mesinger | 21CMFAST: a fast, seminumerical simulation of the high-redshift 21-cm signal[END_REF], and the fiducial simulation from 21SSD ( f x = 1, SHR = 0, f α = 1[START_REF] Semelin | 21SSD: a public data base of simulated 21-cm signals from the epoch of reionization[END_REF]. This figure has been generated using a modified version of the script plot eor summary.py from the hera sandbox library https://github.com/HERA-Team/hera sandbox/.
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 1 Figure 1.16: General view of of an AGN. Credit: C.M. Urry and P. Padovani.
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 1 Figure 1.18: Dust continuum emission at 694 GHz mapped by ALMA, showing the dusty torus of NGC 1068. Figure taken from García-Burillo et al. 2016.
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 1 Figure 1.19: A schematic diagram of AGN unification (source: http://www.integral.soton.ac.uk/science/AGN.html).
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 1 Figure 1.20: Cygnus A: "This is an image of a supermassive black hole about a billion times more massive than the Sun emitting jets at close to the speed of light. If that doesn't get you up in the morning, I don't know what will." I. Heywood

Figure 1 .

 1 Figure 1.21: This figure is taken from Shang et al. 2011. Solid black lines represent the median SEDs and the SEDs from individual objects, normalized at 4215 Å, are plotted together. More information about this figure can be found in Shang et al. 2011. I emphasize the fact that the normalization can be misleading, as a typical radio loud quasar has a truncated accretion disk, and thus a much lower big blue bump than the typical radio quiet quasar.
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 1 Figure 1.22: Different observed quasar luminosity functions from the litterature, at different redshift. Each column correspond to a particular frequency, from left to right, the absolute magnitude at 1450 Å, the luminosity at 1.4 GHz, and the luminosity in the 2 -10 keV band.
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 22 Figure 2.2: Illustration of the problem of shadows in moment-based methods. This figure is taken from Gnedin and Abel 2001: a source is placed in the upper-left corner of the box, in a uniform medium (the grayscale correspond to the density of neutral hydrogen ,in logarithmic units).A wedge (in white), with density 1000 times higher than the mean density, is placed close to the source, and should shield the medium behind from all ionizing radiation. We can see that the ionization front creeps around the wedge, which is unphysical.

Figure 2

 2 Figure 2.3: Illustration of the noise in Monte-Carlo based method. This image is taken from Iliev et al. 2009, and corresponds to the expansion of an ionized bubble in an initially uniform gas (the source is located in the lower-left corner of the box), simulated by LICORICE.
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 2 Figure 2.4: Schematic view of the Barnes-Hutt algorithm[START_REF] Barnes | A hierarchical O(N log N) force-calculation algorithm[END_REF], used in LICORICE. The tree has been built, with at most one particle in each cell. The blue cell of the tree is seen under a sufficiently low angle, and is thus not opened further, while the red cell is too close and is opened.
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 2 Figure 2.5: Here I have run a FoF algorithm (with an arbitrary linking length) on a set of particles that has been evolved to look like an N-body simulation.

Figure 2 . 6 :

 26 Figure 2.6: Schematic view of my implementation of the FoF algorithm.
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 2 Figure 2.10: Comparison between the HMFs calculated using our halo finder and pFoF, and the HMF from Warren et al. 2006 and Tinker et al. 2008. The halo finders are run on the Mare Nostrum simulation (Gottlöber and Yepes 2007), with b = 0.2.

Figure 2 .

 2 Figure 2.11: Different properties of the haloes for a (10 Mpc) 3 box. The blue triangles correspond to individual haloes, while the red solid lines correspond to averaged properties in each mass bin.

  7δ char b 3 (2.22) where x b = R b /R 200 . Knowing the value for c, this equation can be solved numerically to find x b . One can then find the relation between M 200 and M b :
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 2 Figure 2.12: Comparison of the HMF for different choice of b, with and without the mass correction. Left pannel: Cumulative HMF. Right pannel: Relative error with respect to the b = 0.2 HMF.

Figure 2 .

 2 Figure 2.14: 2D images of three haloes in a 10 Mpc h -1 box simulation. The temperature is in Kelvin and the density in code units. The stars positions correspond to the projection of all the stars in a slice of a given depth.

Figure 2 .

 2 Figure 2.15: Supernovae and radiative feedback as a function of time, compared with the actual implementation of radiative feedback in LICORICE.
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 2 Figure 2.16: Schematic 2D view of the test used in 2.5.4, for θ 0.5.
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 2 Figure 2.17: Evaluation of the improvement obtained by using Ewald's quadrupole, using N samples = 1000, for different values of N part and θ. The blue line corresponds to the average error for the model without Ewald's quadrupoles e mono , and the red line corresponds to the average error for the model including the correction for Ewald's quadrupoles e quad . The x-axis corresponds to d = D/L.
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 31 Figure 3.1: Different observational constraints used for calibrating the simulations from the 21SSD database. From top to bottom: ionization history, Thomson scattering optical depth, and SFR density. The figures are reproduced from (Semelin et al. 2017).

Figure 3 . 2 :

 32 Figure 3.2: Left panel: History of the spatially averaged x α coefficient in the neutral gas (defined as x HII < 0.02), after multiplying by f α but before taking the backreaction into account. Right panel: Histories of the average kinetic temperature in the neutral gas (defined as x HII < 0.02) for all the models. The solid lines correspond to models with r H/S = 1, dashed lines to r H/S = 0.5, and dotted lines to r H/S = 0.0. Colour encodes the value of f X , as specified in the label. Those two figures are taken from Semelin et al. 2017.

Figure 3

 3 Figure 3.3: Illustration of the necessity of interpolation the value of x α between the lightcones. The colorbar corresponds to δT B , expressed in mK. This figure is a reproduction of figure 2 of Zawada et al. 2014.
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 34 Figure 3.4: Brightness temperature maps for 6 models spanning the range of signals in the database (see labels on the maps) arranged from strongest emission (top) to strongest absorption (bottom). The maps are slices with a single cell thickness taken parallel to the line of sight from the high-resolution lightcones and thus have a 1024 × 8092 resolution. Redshifts corresponding to position along the line of sight are indicated below the maps.
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 35 Figure 3.5: Brightness temperature maps for 3 models identified by the labels on the maps, at 3 and 6 resolution, including the thermal noise expected from a typical observation with the SKA. This figure is a reproduction of figure 8 of Semelin et al. 2017, with the new noise routine described in the main text.

  Figure 3.6: Comparison between the lightcones generated with the routine used in Semelin et al. 2017 and with the new routine described in 3.2.5. In the old routine, for simplicity, the lightcones were generated with a constant comoving distance resolution, which meant a varying angular resolution (the corresponding ranges are indicated on the plot).
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 41 Figure 4.1: Quasar luminosity functions for the 1450 Å absolute magnitude M 1450 . The blue solid line represent our fiducial model with f duty = 0.02 and f corr = 1, the long dashes green line represent our model with f duty = 0.2 and f corr = 0.2 and the short dashed black line is the model of Haiman et al. 2004. Top panel: the theoretical curves are generated at z = 3.25, and the data points are taken from Ross et al. 2013 (3 < z < 3.5) and Masters et al. 2012 (z ∼ 3.2). Second from top: curves generated at z = 4, blue squares taken from Glikman et al. 2010 for z ∼ 4, red and green squares taken from Tuccillo et al. 2015 at respectively z ∼ 3.8 and z ∼ 4.2. Third down from top: curves generated at z = 5, blue and red squares from McGreer et al. 2013 at z ∼ 4.9, respectively from SDSS main and Stripe 82, and green squares from Yang et al. 2016 at z ∼ 5.05. Bottom panel: curves generated at z = 6, red squares taken from Jiang et al. 2016 at z ∼ 6.
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 42 Figure 4.2: Integrated ionizing emissivity of our two models, compared with that of Hopkins et al. 2007; Giallongo et al. 2015; Madau and Haardt 2015; Manti et al. 2017; Hassan et al. 2018. In order to compute this quantity for our model and that of Hopkins et al. 2007 and Manti et al. 2017, we assumed a luminosity cut at L 1450 = 4.8 × 10 27 erg s -1 Hz -1 , which corresponds in our model to a mass cut at M BH = 10 6 M .
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 43 Figure 4.3: Radio quasar luminosity functions. The blue solid line represents our fiducial model with f duty = 0.02 and f corr = 1, the dashed green line represents our model with f duty = 0.2 and f corr = 0.2 and the short dashes black line is a comparison with Haiman et al. 2004. Red circles are RQLF from Smolčić et al. 2017. Top: z ∼ 2.9, bottom: z ∼ 4
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  10 and P 01 = 3 1 -T 21cm T C P 10 . One can then express equation 4.11 as:
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 46 Figure 4.6: Effect on the 21-cm signal of the radio emission from three of the biggest quasars expected in a standard SKA field, at different redshifts and for different duty cycle timings. From left to the right: δT b (in mK) without a quasar, with a 1 mJy quasar, with a 10 mJy quasar, and the difference between the third image and the first (that is, the net contribution of the 10 mJy quasar). These are slices of the 3D lightcone of δT b along the direction of the line of sight: the vertical axis corresponds to the frequency direction, converted in comoving distance, while the horizontal axis corresponds to one of the transverse directions.
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 4 IMPRINTS OF QUASARS DUTY CYCLE ON THE 21CM SIGNAL

Figure 4 . 7 :

 47 Figure 4.7: From bottom to top: Lightcone of δT b (in mK) without quasars, contribution of the quasars to δT b with f duty = 0.2 and f corr = 0.2, and contribution of the quasars to δT b with f duty = 0.02 and f corr = 1.The vertical axis is plotted with pixels of constant comoving distance, while the horizontal axis is plotted with pixels of constant expansion factor. As a result, pixels at z = 7 have horizontal size 10% bigger than vertical size, and 44% bigger at z = 12. These 2D lightcones are obtained by taking a slice of the 3D lightcone along the direction of the line of sight: the vertical axis corresponds to the redshift direction, while the horizontal axis corresponds to one of the transverse directions.
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 48 Figure 4.8: Effect of the lyman continuum emission of three of the biggest quasars expected in a typical SKA field on the 21-cm signal, at different redshifts and for different timing of the duty cycle. From left to right: δT b (in mK) without a quasar, with a standard quasar and the difference between the third image and the first (that is, the net contribution of the quasar). These are slices of the 3D lightcone of δT b along the direction of the line of sight: the vertical axis corresponds to the frequency direction, converted in comoving distance, while the horizontal axis corresponds to one of the transverse directions.

Figure 4

 4 Figure4.9: δT b maps (in mK) of one of the biggest quasars expected respectively in an SKA-like field of view or in the full SKA sky, at z ∼ 10, for different timings and resolution. From top to bottom: image without the contribution of the quasar, image with the brightest quasar in an SKA-like field of view and timing 1, image with the brightest quasar in an SKA-like field of view and timing 2, image with the brightest quasar in the SKA sky and timing 1 and image with the brightest quasar in the SKA available sky and timing 2. From right to left, image without thermal noise, at the resolution of the simulation, image expected from the SKA at 3.4arcmin, and at 6.8arcmin. These images are obtained by taking a slice along the direction of the line of sight: the vertical axis corresponds to the frequency direction, converted in comoving distance, while the horizontal axis corresponds to one of the transverse directions.

Figure 4 .

 4 Figure 4.10: From bottom to top: Lightcone of δT b (in mK) showing the contribution of the quasars to δT b with f duty = 0.2 and f corr = 0.2, the contribution of the quasars to δT b with f duty = 0.02 and f corr = 1, and the total signal without quasars. These 2D lightcones are obtained by taking a slice of the 3D lightcone along the direction of the line of sight: the vertical axis corresponds to the redshift direction, while the horizontal axis corresponds to one of the transverse directions.

Figure 4 .

 4 Figure 4.11: Power spectra for different z, and for different setups, with logarithmic bins (∆k = k). The solid lines represent the power spectra without contribution of the quasars, the small dashes our fiducial model with f duty = 0.02 and f corr = 1 and the long dashes the model with f duty = 0.2 and f corr = 0.2. The later two are almost indistinguishable from the first. Shaded areas correspond to the expected error bars of the SKA1, with 1000 hours of exposure.
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 4 Figure4.12: Contribution of the quasars to the power spectrum at z = 8 and z = 10, for our two models, compared to the level of noise expected with SKA1, with 1000h of exposure. The shaded area corresponds to the point where the noise for the z = 10 power spectrum becomes greater than the signal itself.

  5.3) where L = log(L bol ) -12, that of Runnoe et al. 2012 log(L bol ) = 25.02 + 0.47 log(L 2-10keV ), (5.4) and my own bolometric conversion: log(L bol ) = α + β log(L 2-10keV ), (5.5)
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 51 Figure 5.1: Comparison between the bolometric conversions from Marconi et al. 2004 (red line), Runnoe et al. 2012 (blue line) and mine (equation 5.5). The data points are taken from Runnoe et al. 2012.
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 52 Figure 5.2: X-ray luminosity functions, calculated using the bolometric conversions from Marconi et al. 2004 (red line), Runnoe et al. 2012 (blue line) and equation 5.5 fitted on the data (green line). The data points are taken from Fiore et al. 2012; Uedaet al. 2014;[START_REF] Georgakakis | The X-ray luminosity function of active galactic nuclei in the redshift interval z=3-5[END_REF][START_REF] Aird | The evolution of the X-ray luminosity functions of unabsorbed and absorbed AGNs out to z∼ 5[END_REF] 
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 53 Figure 5.3: Value of the f X parameter (see 3.1.3) as a function of redshift, for different choices of bolometric conversion.

  k.(x x x-x x x ) = L 3 n δ(x x x -(x x x + nL))This allows a considerable simplification of the expression of ψ sr : ψ sr (x x x) make the following change of variable: u = α|x x x -nL|/ √ t, which gives us this final expression:ψ sr (x x x) = π α 2 L 3 -2 √ π n n n∈N 3 1 |x x x + n n nL| +∞ α|x x x+n n nL| e -u 2 du = π α 2 L 3n n n∈N 3 erfc(α|x x x + n n nL|) |x x x + n n nL|(4)

2 = y 2 + 2 =

 222 the first one. We first need to expand the |y y y + δ δ δ| term in argument: |y y y + δ δ δ| = (y y y + δ δ δ) 2y y y.δ δ δ + δ

x 2 +

 2 O x→0 (x 3 ) Adding those two expansions we compute: erfc(α|y y y +δ δ δ|) = erfc(αy)y y + δ δ δ|) |y y y + δ δ δ| = erfc(αy) -can write (y y y.δ δ δ) 2 = 1 3 (3(y y y.δ δ δ) 2 -δ 2 y 2 ) + 1 3 δ 2 y 2 , which reduces the expression above to: erfc(α|y y y + δ δ δ|) |y y y + δ δ δ| = erfc(αy) y +A(y)y y y.δ δ δ+ 1 2 e -α 2 y 2 + erfc(αy) × 3(y y y.δ δ δ) 2 -δ 2 y 2

  with I = j∈D δ 2 j . Now lets consider the second term in equation 6, and more precisely:cos 2π L h h h.(y y y + δ δ δ) = cos 2π L h h h.y y y cos 2π L h h h.δ δ δsin 2π L h h h.y y y sin 2π L h h h.δ δ δ

2 e

 2 .(y y y + δ δ δ) = m D cos 2π L h h h.y y y 1 -2π 2 3L 2 h h h.(Qh h h) + I h 2 + O j∈D δ 3 j L 33. COMPUTATION OF THE FORCEThus we can write the contribution of the subset D to the potential:φ D (x x x) = m D ψ(x x xx x x D ) + m D φ quad (x x xx x x D )with φ quad (x x xx x x D ) --α 2 y n n n 2 + erfc(αy n n n ) × y y y n n n .(Qy y y n n n ) h h.(Qh h h) + I h 2

2 e

 2 final expression for the potential:φ quad (x x xx x x D ) -α 2 y n n n 2 + erfc(αy n n n ) ×y y y n n n .(Qy y y n n n )

  = y y y n n n .y y y n n n ,

  y 2 n n n,1y 2 n n n,3 , 2y n n n,1 y n n n,2 , 2y n n n,1 y n n n,3 , y 2 n n n,2y 2 n n n,3 , 2y n n n,2 y n n n,3 ) Y Y Y n n n = dY Y Y n n n dy y y n = 2(y n n n,1 e e e 1y n n n,3 e e e 3 , y n n n,1 e e e 2 + y n n n,2 e e e 1 , y n n n,1 e e e 3 + y n n n,3 e e e 1 , y n n n,2 e e e 2y n n n,3 e e e 3 , y n n n,2 e e e 3 + y n n n,3 e e e 2 )H H H = h 2 1h 2 3 , 2h 1 h 2 , 2h 1 h 3 , h 2 2h 2 3 , 2h 2 h 3With those definition, and using the fact that the matrix Q is traceless, we have:y y y n n n .(Qy y y n n n ) = Q Q Q.Y Y Y n n n and h h h.(Qh h h) = H H H.Q Q Q

φ-π 2 h 2 α 2 L 2 *

 222 quad (x x xx x x D ) -2π 3L 3 I +n n n 2 e -α 2 y n n n 2 + erfc(αy n n n ) .y y y n n n exp -π 2 h 2 α 2 L 2 H H H .Q Q Q (10)and for the force:F F F quad (x x xx x x D ) = -.y y y n n n e H H H .Q Q Q (11)4 Another reductionLets try and reduce this expression, we define z z z = αy y y, z z z n n n = αy y yn n n , Z Z Z n n n = α 2 Y Y Y n n n , Z Z Z n n n = αY Y Y n n nand β = 2(αL) -1 . We define: -π 2 h 2 β 2 /4

  

  

  

  

  

  

  

  

  

  

  

  

Table 1 .

 1 1: Different properties for the radio interferometers presented in section 1.2.6 and 1.2.7. If R max is not specified, that means that the interferometer only has a compact core with uniform distribution of the antennas, otherwise the distribution of antennas is approximated as explained in section 1.2.4.

	2 )

  could be caused by a 21-cm background comparable to that of the CMB at high redshift. Feng and Holder 136CHAPTER 4. IMPRINTS OF QUASARS DUTY CYCLE ON THE 21CM SIGNAL

Table 4 .

 4 1: Average number of quasars above 1 mJy or 10 mJy, for one SKA-like field of view (around 25 deg 2 ) or in the available sky for the SKA (around 31 500 deg 2 ), for different redshift bins.2018 assumes that a fraction of the radio excess observed byARCADE Fixsen et al. 2011 comes from high redshift origin, and they find that if only a few percents of this excess came from high redshift, then this could explain a ∼ 600 mK absorption regime. Ewall-Wice et al. 2018 use an elaborate model of quasars radio emission and find a radio background from the quasars similar to that of the CMB at redshift 16, which is enough to explain the absorption regime from[START_REF] Bowman | An absorption profile centred at 78 megahertz in the sky-averaged spectrum[END_REF]. If we extrapolate our model of quasars radio emission to those redshifts, we find that at z = 16 our model predicts a radio background of only a few 10 -7 T CMB . Even if we reduce our mass cut down to 100 M , which corresponds approximately to Ewall-Wice et al. 2018 seed black holes, it barely reaches 10 -5 T CMB .

Table 4 .

 4 4. IMPRINTS OF QUASARS DUTY CYCLE ON THE 21CM SIGNAL 2: Properties of the quasars used in subsection 4.4.2. Their luminosity is chosen such that there is, on average, 1 quasars above this mass in an SKA-like field of view, or in the SKA available sky, for a given redshift bin. We affect this luminosity to the biggest quasar in the bin (actual redshifts are given in the table). The redshift bins are centered on z bin and have a width ∆z = 1.

	Ω	z bin z quasar M halo (M ) F ν (mJy)
	field 12	11.7	1.1 × 10 11	0.046
	field 11	10.7	1.3 × 10 11	0.10
	field 10	10.2	3.1 × 10 11	0.24
	sky 12	11.7	1.1 × 10 11	4.4
	sky 11	10.7	1.3 × 10 11	10
	sky 10	10.2	3.1 × 10 11	23

  Table4.3: Properties of the quasars used in subsection 4.5.2. Their mass (M stand ), and thus their luminosity, are chosen such that there is, on average, one quasars above this mass in a typical SKA1 field, for a given redshift bin. Then we try to find a halo with a mass (M real ) as close as possible to M stand in the corresponding redshift bin (actual redshifts are given in the table). The redshift bins are centered on z bin and have a width ∆z = 1. R S is an estimation of the size of the ionizing bubble around the quasar at the end of its duty cycle, if its UV emission was included in the simulation. It is computed using equation 2 of Haiman and Cen 2001, assuming no contribution from the stars.

							cMpc)
	field 12 11.7	8 × 10 10	7 × 10 9	0.9 × 10 29	-19.9	1.2
	field 11 10.7	1.3 × 10 11	1.3 × 10 10	1.7 × 10 29	-20.6	1.5
	field 10	10	2.3 × 10 11	2.2 × 10 10	3.9 × 10 29	-21.5	2.1
	sky 12 11.7	4.7 × 10 11	7 × 10 9	2.2 × 10 30	-23.4	3.9
	sky 11 10.7	7.4 × 10 11	1.3 × 10 10	4.1 × 10 30	-24.1	4.9
	sky 10	10	1.3 × 10 12	2.2 × 10 10	9.2 × 10 30	-24.9	6.7

  -α 2 y n n n 2 + erfc(αy n n n ) Y Y Y n n n

			n	1 2	2αy n n n √ π	-4 -2α 2 y 2 n n n +	2 3	α 2 (-2y 2 n n n -2α 2 y 4 n n n ) e -α 2 y 2 n n n
	-	2αy n n n √ π	e -α 2 x 2 -5 erfc(αy n n n )	y y y n n n y 7 n n n	* Y Y Y n n n +	1 2	2αy n n n √ π 2 e + 1 + 2 3 α 2 y n n n h h h 0 0 0 4π 2 h h h 3L 4 h 2 sin 2π L	h h h.y y y n n n e

π 2 h 2 α 2 L 2 * H H H .Q Q Q

This schematic view is illustrated in figure1.21, which is a composite quasar spectrum from[START_REF] Shang | The Next Generation Atlas of Quasar Spectral Energy Distributions from Radio to X-Rays[END_REF]. A more detailed analysis of quasars SED can be found in Wilkes 2004 or[START_REF] Shang | The Next Generation Atlas of Quasar Spectral Energy Distributions from Radio to X-Rays[END_REF]. More specifically, a recent determination of the composite UV spectrum of quasars can be found in[START_REF] Lusso | The first ultraviolet quasar-stacked spectrum at z 2.4 from WFC3[END_REF].The determination of the SED of quasars allows to determine the bolometric luminosity, that is the integrated luminosity over all the spectrum, and to relate it to the luminosity in a specific band or at a specific wavelength, through the so-called bolometric conversions. State of the art bolometric conversions for Optical-UV and X-ray can be found in[START_REF] Marconi | Local supermassive black holes, relics of active galactic nuclei and the X-ray background[END_REF][START_REF] Nemmen | Quasar bolometric corrections: theoretical considerations[END_REF][START_REF] Runnoe | Updating quasar bolometric luminosity corrections[END_REF]. The relations between the bolometric and the optical-UV luminosities are quite tight[START_REF] Runnoe | Updating quasar bolometric luminosity corrections[END_REF]), but for X-rays, the scatter can reach almost an order of magnitude (see 5.1.2 for a discussion on the X-ray bolometric conversions). For radio luminosities this is even worse, and it is not reasonable to consider a simple bolometric conversions. Instead, the radio loudness of the quasar (usually the conversion factor between optical and radio luminosities) should be drawn from distributions derived from observations[START_REF] Ivezić | Optical and Radio Properties of Extragalactic Sources Observed by the FIRST Survey and the Sloan Digital Sky Survey[END_REF][START_REF] Baloković | Disclosing the Radio Loudness Distribution Dichotomy in Quasars: An Unbiased Monte Carlo Approach Applied to the SDSS-FIRST Quasar Sample[END_REF]. La[START_REF] Franca | Tools for Computing the AGN Feedback: Radio-loudness Distribution and the Kinetic Luminosity Function[END_REF] 

1https://www.clues-project.org/cms/

1https://astronomers.skatelescope.org/wp-content/uploads/2016/09/SKA-TEL-SKO-