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In this chapter, after giving a brief introduction on the history on the Science of galaxies, I describe the formation and evolution of structures in a cosmological context. Then, in section 1.4 I demonstrate the necessity of taking baryons into account in order to build a theory of galaxy formation, and review the baryonic processes that are relevant to my thesis. In section 1.5, I explain how dwarf galaxies enter this picture and how interesting is their population in particular as regards the physics of Dark Matter (DM). Finally, in section 1.6, I give a brief overview of the Astrophysics of Cosmic Rays (CRs). A schematic summarizes the driving questions of my thesis in Figure 1.11.

History of the Science of galaxies

The first galaxy to be observed by humans was our own, the Milky Way. The first recorded observation of other galaxies (the Andromeda Galaxy and the Large Magellanic Clouds) dates back to the 10 th century, by the Persian astronomer Abd al-Rahman al-Sufi (903 -986) [START_REF] Obspm | The Large Magellanic Cloud[END_REF][START_REF] Kepple | The Night Sky Observer's Guide[END_REF]. The term galaxy itself comes from the Greek word galaxías, "milky way", and expresses the intellectual and philosophical path leading, from the observations of a hazy band in the sky, to the awareness of the myriad of extragalactic similar objects, full of complex physics, lying billions of light years away from us. I try to summarize some of the milestones of that progression in this section.

From the Antiquity to the 20th century, numerous hypotheses have been proposed on the nature of the bright band in the night sky, as well as on the nature of the so-called spiral nebulae such as Andromeda. In the 5th century B.C., the ancient Greek philosopher Democritus1 (460 BC -370 BC) formulates the hypothesis that the Milky Way is the splendor which arises from the coalition of many small bodies, which, being firmly united among themselves, do mutually enlighten one another thereby proposing that the Milky Way consists of many stars. This conjecture is reported by Plutarch in his Essays and Miscellanies (Book III, chapter 1). In 1610, the Italian astronomer Galileo Galilei (1564Galilei ( -1642) ) gives the answer by using a telescope and discovering that the Milky Way is composed of many faint stars, he wrote in 1610 in Sidereal Messenger

The Milky Way consists entirely of stars in countless numbers and various magnitudes. [...] the Galaxy is nothing else but a mass of innumerable stars planted together.

Little did Galileo Galilei know that the Milky Way actually mainly consists of dark matter, but also gas, dust, and a supermassive black hole in its center... Seemingly unrelated, diffuse spiral-shaped structures such as the Andromeda nebulae were observed in the sky, and later, by the French astronomer Charles Messier (1730Messier ( -1817) ) when he published his catalogue of nebulae (Messier, 1781). In 1750, the English astronomer Thomas Wright (1711Wright ( -1786) ) suggested in his Original theory or new hypothesis of the universe that these so-called spiral nebulae were extragalactic. He wrote ...the many cloudy spots, just perceivable by us, as far without our Starry regions, in which tho' visibly luminous spaces, no one star or particular constituent body can possibly be distinguished; those in all likelihood may be external creation, bordering upon the known one, too remote for even our telescopes to reach.

Five years later, the German philosopher Immanuel Kant (1724 -1804) also suggested in his Universal natural history and theory of the heavens, that the Milky Way is not the only galaxy, and coined the term of Island Universes. He wrote Their analogy with the stellar system in which we find ourselves, their shape, which is just what it ought to be according to our theory, the feebleness of their light which demands a pre-supposed infinite distance: all this is in perfect harmony with the view that these elliptical figures are just universes and, so to speak, Milky Ways... On 26th April 1920, the first Great debate2 in Astronomy was held at the Smithsonian Museum of Natural History, between Harlow Shapley (1885-1972) and Herber Curtis (1872 -1942), on the nature of the nebulae, and in turn, on the size of the Universe (see the United States National Research transcript of the Great Debate, NRC 1921). Harlow Shapley proposed that the Universe is limited to the Milky Way and that the spiral nebulae were part of it. On the contrary, Curtis argued that there were extragalatic objects and more precisely separate galaxies. Only a few years after the Great Debate, Edwin Hubble (1889Hubble ( -1953) provided the answer. He observed the Andromeda Galaxy and used the fact that the pulsating period of Cepheid stars depends on their luminosity. This allowed him to compute their luminosity and therefore to measure their distance (Hubble, 1929b), and showed that Curtis was correct in thinking that the spiral nebulae were extragalactic and could be other galaxies. Less than a century after the Great Debate, Conselice et al. (2016) showed that there were more than two trillion galaxies in the observable Universe by using observations up to z = 8 (see section 1.2 for a definition of z, the redshift).

Even though Galileo Galilei made a huge step forward when he pointed a telescope to the Milky Way and formulated that the milky band in the sky was starlight, today's picture of galaxies is far from the idea that "the Galaxy is nothing else but a mass of innumerable stars planted together". Other major ingredients of galaxies known today are gas, dust, DM or supermassive black holes. In the following paragraph, I give a few historical turning points of our understanding of these components.

The awareness that there is light outside the visible range and that observing it can provide information on the light source has been critical in Astrophysics. Rainbows have been observed for millenia, but in 1704, Newton (1642 -1727) was the first to observe that a prism refracts different colors in different directions, as he reports in Opticks. In 1800, William Hershel (1738-1822) discovered infrared light by placing a thermometer just beyond the red end of the visible spectrum (see [START_REF] Rowan-Robinson | Night Vision: Exploring the Infrared Universe[END_REF]. A European Space Agency space telescope was named after William Herschel, the Herschel Space Observatory, launched in 2009 (Pilbratt et al., 2010). It observed in infrared, which is of particular interest to study 1.1. History of the Science of galaxies star forming regions and dust, or star-forming galaxies at high-redshift. In the late 1950s, observing the Universe in another part of the electromagnetic spectrum, the radio waves, Schmidt (1963) discovered quasars (contraction of "Quasi-stellar radio source"). The detected object was given that name because at the time, Marten Schmidt thought he detected A Star-Like Object with Large Redshift. The nature of quasars was heavily debated because of their spectrum and the amount of energy radiated, until Yakov Zel'dovich proposed that an accretion disc around a supermassive black hole is at the origin of the emission (see [START_REF] Thorne | Black holes and time warps: Einstein's outrageous legacy[END_REF].

In 1933, the Swiss astronomer Fritz Zwicky (1898Zwicky ( -1974) ) inferred the existence of glsDM or missing matter observing the Coma galaxy cluster (Zwicky, 1933). He derived the mass of the cluster using the velocities of the galaxies and found that it was hundreds of times greater than the mass derived using the luminosities. In 1978 [START_REF] Rubin | [END_REF] found that the rotation curves of stars in several spiral galaxies could not be accounted for by the simple Newtonian gravitation of visible stars, thereby supporting the theory of DM.

The history of the science of galaxies goes hand in hand with the history of cosmology, theoretical physics, computer science and instrumentation, for the major steps in these fields had a great impact on our understanding of galaxies, and vice versa.

Our theoretical model of the Universe was revolutionized by Einstein's theory of general relativity (Einstein, 1916), that relates the curvature of spacetime to the energy distribution. Alexandre Friedmann (1888-1925, Friedmann, 1922) and Georges Lemaître (1894-1966, Lemaître, 1931) found an exact solution to Einstein's field equations that describes the evolution of the Universe and that naturally includes an expansion factor. Lemaître (1927) and Hubble (1929a) showed that distant galaxies are moving away from us, and that their receding velocity is directly proportional to their distance. With the assumption of the cosmological principle, this implies that the Universe is indeed expanding isotropically everywhere. Since the expansion of the Universe implies that it was in a very high-density and high-temperature state during the early stages, Alpher et al. (1948) proposed in a paper nicknamed the αβγ paper, the idea that chemical elements were partly created by thermonuclear reactions during an early phase of the Universe called the nucleosynthesis. In 1965, Penzias and Wilson serendipitously detected the Cosmic Microwave Background (CMB) (Penzias & Wilson, 1965), which is electromagnetic radiation as a remnant from an early stage of the Universe when, as the Universe expanded and cooled enough it became transparent because protons and electrons combined to form neutral hydrogen atoms. The prevailing cosmological model that explains the abundance of light elements (primordial nucleosynthesis), the expansion of the Universe, and the CMB, is called the Big Bang theory. A parametrization of the Big Bang theory is the Λ Cold Dark Matter (ΛCDM) model and is described in section 1.2.1. Structure formation is explained in section 1. 2.2. Galileo was the first to point a telescope to the sky and provide answer as to the nature of the hazy band in the night sky and since then the field of galaxy formation has been critically relying on data provided by observational projects. To name but a few, the Hubble Space Telescope (HST) and the Sloan Digital Sky Survey (SDSS, collaboration, 2000) have revolutionized the science of galaxies. The HST was launched in 1990 and in 1995, the famous Hubble Deep Field image (Williams et al., 1996) provided major insight into how galaxies form and evolve. The forthcoming observations from the James Web Space Telescope (JWST, Gardner & JWST Science Working Group, 2009), the Large Synoptic Survey Telescope (LSST, LSST Science Collaboration et al., 2009) or Euclid (Laureijs et al., 2011) will continue to help us constraining the current theory of galaxy formation.

The history of the Science of galaxies cannot be separated from that of numerical simulations, and their combination is called computational Astrophysics. The field emerged with the awareness that complex calculations can be solved without actually having to work them out, which is very convenient when there is no analytical solution. The first astrophysical simulation dates back to 1941, when Erik Holmberg circumvented the analytical difficulty of integrating the total gravitational force acting upon a certain element at a certain point of time: he replaced gravitation by light and represented the mass elements by light-bulbs, taking advantage of the same 1/r 2 dependency of the light flux and gravitational field with respect to radius. Numerical simulations of gravity started in the early sixties (e.g. von Hoerner, 1960) using up to 100 particles (the mass elements). Since then, solving for gravity in a computationally efficient and accurate way has been in constant improvement (see chapter 2). Hydrodynamics also play a central role in Astrophysics and largely rely on computational techniques since the late 80s, with e.g. the ZEUS code (Stone & Norman, 1992). The advent of high performance computing enabled us -as there is no way of performing real experiments -to perform in silico experiments in a reasonable amount of time, with a growing number of resolution elements. Today, big projects such as the HorizonAGN simulation (Dubois et al., 2014), the Feedback In Realistic Environment (FIRE) simulations (Hopkins et al., 2014a(Hopkins et al., , 2018)), the Illustris (Vogelsberger et al., 2014b) and IllustrisTNG (Pillepich et al., 2018) projects or the EAGLE project (Schaye et al., 2015), are jointly testing and refining critical aspects of the theory of galaxy formation.

Cosmological framework

Galaxies are observed over cosmological lengths and time scales. Therefore, the description of their formation and evolution involves cosmology, the study of the properties of space-time on large scales.

The ΛCDM model

Modern cosmology is based on the cosmological principle -the hypothesis that the Universe is spatially homogeneous and isotropic -and Einstein's theory of general relativity -which involves that the structure of space-time is determined by the mass-energy distribution in the Universe. In that context, the space and time are described by the Friedmann-Lemaiître-Robertson-Walker metric (Friedmann, 1922;Lemaître, 1931), which leads to the Friedmann equations, that govern the expansion of the Universe, i.e. characterized by the scale factor a(t), which increases with time if the Universe is expanding. As mentioned above, Hubble (1929a) showed that distant galaxies are moving away from us with their velocity directly proportional to their distance which -together with the cosmological principle -implies that the Universe is indeed expanding isotropically everywhere.

This leads to the definition of redshift, a very important notion in the study of galaxies. Since the Universe is expanding, the photons which are emitted at a wavelength λ are observed today at a redshifted (greater) wavelength λ obs = λ × a(t 0 )/a(t). The cosmological redshift z is directly related to the scale factor by: 1 + z(t) ≡ λ obs /λ = a(t 0 )/a(t). For instance,

Cosmological framework

a galaxy observed at z = 1 or at redshift 1, appears to us as when the Universe was half approximately its current age.

As mentioned before, the current prevailing cosmological model is the Big Bang theory and describes how the Universe expanded from a very high-density and high-temperature state, and explains a broad range of properties of the cosmos, including the abundance of light elements, the CMB (see section 1.1), large-scale structure of the Universe and its expansion (see the book by [START_REF] Mo | Galaxy Formation and Evolution[END_REF]. Space missions observing the CMB such as ESA's Planck mission (e.g. Planck Collaboration, 2018) or e.g. the observation of supernovae in distant galaxies (Perlmutter et al., 1999) have led to the emergence of a ΛCDM cosmology with a minimum of 6 parameters that provide a parametrization of the Big Bang cosmological model and thereby a description of the mass and energy contents of the Universe and their evolution.

The baryonic component3 represents ∼ 15 -20% of the total matter content of the Universe. Matter is dominated by cold DM -cold referring to the fact that DM moves slowly compared to the speed of light, and dark indicates that it interacts very weakly with ordinary matter, itself, and electromagnetic radiations. The total matter component is ∼ 30%, as inferred from the CMB but also using other measurements such as the cosmic shear, the abundance of massive clusters, large-scale structure, peculiar velocity field of galaxies [START_REF] Mo | Galaxy Formation and Evolution[END_REF]. This is also in agreement with independent constraints from nucleosynthesis, and the abundance of primordial elements. Roughly 70% of the mass-energy of the Universe is composed of dark energy. One way to model dark energy is the cosmological constant Λ. The nature of dark energy and DM are open questions of modern cosmology.

Although still not known, the nature of DM is of particular importance to galaxy formation (see section 1.5), so much that today's astrophysicists are puzzled when discovering galaxies lacking DM (van Dokkum et al., 2018(van Dokkum et al., , 2019)), and therefore skeptical (Trujillo et al., 2019). Progress in the field of galaxy formation can help constraining the nature of DM, and vice versa. So far DM has been probed using its gravitational effects e.g. gravitational lensing and X-ray observations or internal kinematics of galaxies i.e. using the motions of stars. Direct detection experiments aim at detecting interactions with particles of DM, however, it is presently unclear how an elementary DM particle fits into the standard model of particle physics. Indirect detection is also attempted through the search for gamma rays following Weakly Interacting Massive Particle (WIMP) (a candidate DM particle) annihilation. As we will see in section 1.5, dwarf galaxies are of particular interest for the investigation on the nature of DM, and the understanding of baryonic physics on smaller scales of galaxy formation as well as the population of the smallest galaxies is of prime importance to understand DM (Brooks, 2018).

A particularly important cosmological turning point is the reionization of the Universe, i.e. the process that caused the matter in the Universe to reionize: first stars and galaxies emit ionizing radiation in HII regions, which expand individually until they overlap, and fully ionize the Universe. Powerful sources, such as quasars, are thought to also play a role in the reionization process. It started as the first luminous objects in the Universe formed (around z ∼ 15), and observations of high redshift quasars suggest that it proceeded until z ∼ 6 (Becker et al., 2001;Fan et al., 2001).

Structure formation in the ΛCDM model

If, as stated by the cosmological principle, the distribution of matter in the Universe were perfectly uniform and isotropic, there would be no structure formation. In order to explain the presence of galaxies, there must be some perturbations, which standard cosmology that we briefly described above does not in itself provide. One particularly successful extension of the standard cosmology is the inflationary theory (Guth, 1981), in which the Universe is assumed to have gone through a phase of rapid, exponential expansion -the inflationdriven by the vacuum energy of one or more quantum fields. In many inflationary models, quantum fluctuations in this vacuum energy can produce density perturbations with properties consistent with the observed large scale structure, and offer a promising explanation for the physical origin of the initial perturbations. However, the current understanding of the very early Universe is still far from complete, and, even this part of galaxy formation theory is still partly phenomenological.

One can compute how these small perturbations in the density field evolve and grow with time since regions where the initial density is slightly higher than the mean will attract their surroundings slightly more strongly than average. Therefore, overdense regions pull matter towards them and become even more overdense. Conversely, underdense regions become even more rarefied.

At early times, when the perturbations in the linear regime (δρ/ρ 1), the physical size of an overdense region increases with time due to the expansion of the Universe. When the perturbation reaches overdensity δρ/ρ ∼ 1, it breaks away from the expansion and starts to collapse (see [START_REF] Mo | Galaxy Formation and Evolution[END_REF]. This so-called turn-around is the transition to the strongly nonlinear regime. During the subsequent gravitational collapse, if the perturbation consists of ordinary baryonic gas, the collapse creates strong shocks that raise the entropy of the material. If radiative cooling is inefficient, the system relaxes to hydrostatic equilibrium, with its self-gravity balanced by pressure gradients (see 1.4.2). If the perturbation consists of collisionless cold DM, there are no shocks, but the system still relaxes through a process called violent relaxation (Lynden-Bell, 1967) to a structure called a DM halo that is virialized i.e. a system of gravitationally interacting particles that is stable, within a radius R vir -the virial radius -, and M vir -the virial mass within the virial radius. DM halos play a crucial role in theories of galaxy formation, since they are thought to be the places where galaxies form and evolve. These galaxies are organized within galaxy groups, filaments and clusters, creating a web-like structure called the cosmic web (e.g. Zeldovich et al., 1982;de Lapparent et al., 1986). The filaments are surrounded by vast empty spaces, that contain almost no galaxies, called voids. But even the galaxies themselves are surrounded by large empty space. For instance, our closest galactic neighbor approximately the size of our Milky Way is the Andromeda galaxy and is ∼ 1 Mpc away (i.e. ∼ 2 millions of light-years away).

In the ΛCDM cosmology, the initial density fluctuations have larger amplitudes on smaller scales. This implies that DM halos grow hierarchically, in the sense that larger halos are formed by the merging of smaller ones (see book by [START_REF] Mo | Galaxy Formation and Evolution[END_REF]. This is called the hierarchical structure formation. These mergers play a crucial role in galaxy formation as they can for instance rearrange stellar orbits (Toomre & Toomre, 1972), compress gas into the central regions of galaxies via tidal torques, triggering powerful bursts of star formation (e.g. Mihos & Hernquist, 1996), or even increase the amount of gas in nuclear regions thereby 1.3. Posing the problem feeding central SuperMassive Black Hole (SMBH) (Sanders et al., 1988).

Having briefly described the cosmological framework for the formation of galaxies, we will now give a brief description of the approach of the field of galaxy formation and evolution before describing in more detail the sub-areas specifically related to this thesis.

Posing the problem

Before stating the specific questions related to my thesis, I will try to describe in this section the broader context in which my research falls, the Science of galaxies. But what exactly is a galaxy? In most astrophysicists' mind, a galaxy is a collection of stars and gas, held together by DM, but a precise definition is not generally agreed upon. Forbes & Kroupa (2011) attempted a definition by listing criteria that a galaxy must fulfill. They require that a galaxy is a gravitationally bound system, contains stars that can be modeled as a collisionless component, contains half of their light in a radius greater than 100 parsecs (pc), contains DM, and dominates over its environment (i.e. hosts a satellite stellar system). Inevitably, this definition is always challenged by new findings such as Ultra-Faint Dwarfs (UFDs) or ultra-compact dwarfs (see section 1.5), or, more recently the observations of galaxies with less DM than expected (van Dokkum et al., 2018(van Dokkum et al., , 2019)).

As an example, our Milky Way's DM host halo's virial mass is ∼ 10 12 M (M is the mass of the Sun) and virial radius is ∼ 200 kpc. The Milky Way contains roughly 100 billion stars, has a virial radius R vir of ∼ 200 kpc (McMillan, 2017). Its main baryonic component is the thin stellar disc, with a mass of ∼ 5 × 10 10 M , a radial scale length of ∼ 2.5 kpc, a vertical scale height of ∼ 0.3 kpc (Rix & Bovy, 2013). The Sun lies close to the mid-plane of the disc, at 8 kpc from the center of the Galaxy, and rotates around the center of the Milky Way with a rotation velocity of ∼ 220 km s -1 (Gillessen et al., 2017).

Galaxies come in different shapes and sizes with different fractions of DM, different numbers of stars, different amounts of gas relative to stars, different amounts of baryonic content relative to their DM content. They evolve in different environments and redshifts; they can be found in groups or clusters of galaxies, some sparse and others populous. They can harbor a SMBH in their center (see section 1.4.4). Edwin Hubble first noticed in the so called Hubble Sequence (Hubble, 1926) that galaxies come in different morphologies, e.g. ellipticals or spirals. Elliptical galaxies are typically old, round, and do not form stars, spiral galaxies are blue and star-forming. All of this means that many parameters are needed to describe the galaxy population.

Given the cosmological framework described above, one could think that galaxy formation and evolution is a very simple initial conditions problem. Indeed, the cosmological initial condition are well known -or at least at the level of precision aimed for in building a satisfactory theory of galaxy formation -, and therefore evolving them should give us the full populations of galaxies that we observe from the Earth. The problem is -and it will become clear in the following sections -that going from the initial conditions to the final state involves a wide range of physical processes: cosmology and the growth of structures, microphysics such as the acceleration of CRs or plasma physics, complex thermochemestry, star formation and the chemical enrichment that results from it, the nature of DM, Black Hole (BH) formation, growth and feedback, Supernova (SN) feedback.

There are some basic observational targets that our theory of galaxy formation must try to reproduce (see Somerville & Davé 2015). For instance, cosmological numerical simulations of galaxies try to reproduce the observed number density of galaxies as a function of a global property such as luminosity or stellar mass. Moreover, galaxies show many correlations between their global properties -these correlations are called scaling relations: for instance between the galactic properties and the SMBH in their center (see sections 1.4.4 and 1.4.5.2). Additionally, some galactic properties seem to correlate with their morphology. For example, there is a very strong trend between morphology and color or star formation activity: discdominated galaxies are predominantly blue and star forming, while spheroid-dominated galaxies are largely red and quiescent, with old stellar populations.

In short, the field of galaxy formation aims at explaining how the population of galaxies forms and evolves and how individual galaxies came to look the way they do. By doing so, since galaxy formation sits at the nexus of many different areas of studies, galaxy formation uses and feeds back to many other fields.

The role of baryons in galaxy formation

In this section, I explain the very complex role played by the baryonic component of the Universe. First, I detail the shortcomings when neglecting them in trying to reproduce the observable galaxy population (1.4.1). Then I outline the features of galactic baryonic physics that are relevant to my thesis. The numerical treatment of baryonic processes is of particular importance (see chapter 2 for a description of the associated numerical recipes).

Comparing dark matter only simulations to observations

As detailed in section 1.2.2, most of the matter in the Universe is in the form of an unknown component that we refer to as dark matter. Ordinary matter, or Baryonic matter, makes up only about 16% of the matter in our Universe. As the most massive component of matter, DM must be a major driver of galaxy formation. However, since it does not appear to emit and absorb photons, observing baryonic matter is unavoidable for constraining DM. Therefore the distribution of DM shapes the formation of galaxies, and conversely, galaxy formation is the primary method at our disposal to put constraints on DM. To disentangle this complexity, the first approach that has been attempted is the assumption that gas and stars should follow the underlying distribution of DM, since DM must dominate the gravity in the Universe. The corollary of that assumption is that there is no need for a sophisticated modeling of the physics of gas and stars. The first step to implement that approach is to run a DM-only simulation, with what is called a an N-body code (see section 2.2.4 for a description of gravity solvers). Then, one has to identify the DM halos in this simulation. Finally, assuming that each DM halo hosts a galaxy of proportional mass, paint them with gas and stars.

Comparing the galaxy distribution obtained in these models with observations shows that overlooking baryons leads to several shortcomings, despite the success of DM-only simulations at reproducing the large scale structure of the Universe. First, as shown in Figure 1.1, overlooking baryonic physics fails at reproducing the luminosity and mass functions of galaxies given by observations, since the DM halos obtained in DM-only simulations lead to too many small galaxies and too many big galaxies in the nearby Universe (Springel et al., 2008;Garrison-Kimmel et al., 2014a). The predictions at small-scales are most challenging for (Bullock & Boylan-Kolchin, 2017). The thick black line shows the global DM mass function inferred in Sheth et al. (2001). The dotted line is shifted to the left by the cosmic baryon fraction (f b , the amount of baryons relative to DM, see section 1.2) for each halo: f b M vir . This is compared to the observed stellar mass function of galaxies from Bernardi et al. (2013) (magenta stars) and Wright et al. (2017) (cyan squares). One sees that the simple approximation consisting in assuming that each halo is given its cosmic share of baryons and that those baryons are converted to stars with some constant efficiency, fails to reproduce the observations. The shaded bands demonstrate a range of faint-end slopes -1.62 to -1.32: anticipating on section 1.5, this range of power laws will produce dramatic differences at the scales of the classical Milky Way satellites (M stellar 10 5-7 M ) and as we will see in section 1.5, for now this mass regime can only be explored in vicinity of our Milky Way where environmental effects are present. the ΛCDM framework. In particular, the highest-resolution DM-only cosmological simulations predict thousands of satellite galaxies orbiting our Milky Way within its virial radius, but only ∼ 50 satellite galaxies are known to orbit the Milky Way. Certainly, the sample of known satellites is incomplete due to the faintness of these objects and future surveys will extend the current sample, but not so as to reconcile DM-only simulations with observations (see section 1.5). Another weakness at reproducing the small-scales is related to the central regions of low-mass DM dominated galaxies, which are less dense and less cuspy in observations than predicted for standard ΛCDM halos [START_REF] Oh | [END_REF](Oh et al., , 2015, see section 1.5 for a more detailed discussion on this so-called cusp-core problem).

To alleviate or solve these shortcomings, if one looks for solutions on the astrophysical side -as opposed to modifying the nature of cold DM -, the obvious conclusion to be drawn is that complex baryonic physics cannot be overlooked. As we will see in the following, incorporating baryons into the theory of galaxy formation is most challenging because of their collisional nature, the complexity and the non linearity of the physical processes involved, that includes gas cooling and heating, star formation, BH formation and growth, feedback from stars and from the BH, radiation or even CRs.

What is it that prevents baryons from drawing and lighting up galaxies that do not straightforwardly arise from the ΛCDM model? What shapes the accretion and removal of baryons into DM halos and their conversion into stars?

Cooling and heating in galaxy formation

The luminous content of galaxies results from the concentration of baryonic matter in the form of gas in the central region of a DM halos, the site of galaxy formation. Fortunately, unlike DM, baryons can dissipate their potential energy via radiative processes. This difference has a direct impact on their ability to accrete gas onto DM halos and thus to form stars and shine. The amount of cooling and heating is thus of prime importance in regulating the evolution of galaxies.

Specifically, when asking the question of whether and how the gas makes it to the innermost regions of a DM halo, one has to investigate the thermal behavior associated with the infall. When the gas falls towards a halo as a result of the gravitational pull, it gains kinetic energy. An accretion shock can form depending on whether the flow velocity exceeds the speed of sound, which is the case in high mass halos. The accretion shock heats up the gas and a hot halo forms (Birnboim & Dekel, 2003). Because the gaseous halo is hot, it is supported by thermal pressure against gravity. This mode of hot accretion is dominant in massive galaxies. Gas can then cool onto a centrally forming galaxy, depending on the cooling time, which is the time it would take for the gas to radiate away all its energy: the less efficient the cooling, the longer the cooling time, the more efficient the cooling, the shorter the cooling time. This cooling time has to be compared to others, e.g. the dynamical time (the rotation time of a disc or the free fall time of a molecular cloud), or simply to the age of the Universe, the Hubble time. Contrarily, in lower mass halos, below a critical mass of 10 12 M , the gas does not go through an accretion shock, and therefore the infalling gas is not heated as in the previous case: this is cold accretion. In the hot accretion regime, the accretion rate onto the galaxy depends on the cooling rate, whereas in the cold accretion regime, it depends on the cosmological accretion rate onto the halo itself. Finally, there is a third mode of accretion, at z ≤ 2, called cold in warm, where streams of dense cold gas penetrate through the dilute shock-heated medium along filaments (Dekel & Birnboim, 2006;[START_REF] Kereš | [END_REF]. The question of how gas accretes from cosmological to galactic scales is still an active topic of investigation and research, e.g. as to whether the filaments are disrupted by feedback processes and ramified or persist down to small radii (e.g Nelson et al., 2015), or e.g. as to how the angular momentum is transported into the centers of the halos (Danovich et al. 2015, Cadiou et al. 2019 in prep.). The dissipative nature of baryons also allows to form disc galaxies (see [START_REF] Mo | Galaxy Formation and Evolution[END_REF].

When some gas makes it to the galaxy inside a DM halo, it can become self-gravitating, i.e. dominated by its own gravity rather than the gravitational potential in its environment. Molecular clouds form and star formation can ensue from their gravitational collapse (see section 1.4.3 for more details). The pressure forces, including thermal pressure, act against gravitational collapse. The amount of star formation thus also depends on the ability of the gas to radiate away its thermal energy.

Is is therefore of prime importance to quantify the amount of hot and cold gas and how quickly the gas moves from hot to cold, and vice versa, through heating and cooling processes. There are multiple cooling and heating processes of the gas (Cen, 1992;[START_REF] Mo | Galaxy Formation and Evolution[END_REF]. They typically depend on the temperature, the density and the metallicity of the gas, which is the fraction of mass that is not in the form of hydrogen or helium. Above 10 7 K, gas is fully collisionally ionized and cools predominantly via Bremsstrahlung, that corresponds to the radiation produced due to the deceleration of a charged particle. Between 10 4 K to 10 7 K, collisionally ionized atoms can decay to their ground state, and electrons and ions can recombine. Below temperatures of 10 4 K, cooling occurs through collisional excitation/deexcitation of heavy elements and molecular cooling. Compton cooling occurs when a charged particle transfers part of its energy to a photon. While gas must cool in order to give rise to visible galaxies, there are also physical processes that heat the gas. Photoionization is the excitation and removal of electrons from atoms/ions by external photons, e.g. photons from the ionizing background modeled by Haardt & Madau (1996). Compton heating occurs when a high energy photon transfers part of its energy to a charged particle. As mentioned earlier, the accretion shock can heat the gas during its infall onto a deep DM potential well. In the presence of energy sources, gas can also be heated through other processes called feedback processes described in section 1.4.5. For example, such feedback processes can trigger a blast wave that dissipates into internal energy thereby heating the gas.

It is important to note that the pressure support against gravitational collapse may also be in other forms than thermal. For example, the energy content in CRs helps supporting the gas against gravity (see section 1.4.5.4 and chapters 2 and 5 for a description of CR hydrodynamics). Turbulence and magnetic fields provide pressure support against gravity as well (see 1.4.3).

The importance of cooling in shaping the evolution of galaxies is one of the reasons why the chemical enrichment (i.e the addition of heavier chemical elements) is a critical part of galaxy formation, as cooling rates are highly enhanced in metal-enriched gas. To further complicate things, the chemical enrichment itself is a consequence of star formation, which, as we mentioned, is highly dependent on cooling processes.

Star formation

Star formation is a critical part of modern Astrophysics because it is one of the main luminous contents of galaxies. A correct modeling of the physics of star formation and emission from stars allows a direct comparison between theory and observations. Stars are observed to form in the dense (above a hundred particles per cubic centimeter), cold (around 10 K), molecular phase of the Interstellar Medium (ISM) (Williams et al., 2000;McKee & Ostriker, 2007).

Before describing the challenges related to an accurate physical understanding and modeling of star formation, it is important to note that observing the star forming ISM is a very challenging task on its own. The first reason is that for typical conditions in star forming clouds, we cannot observe the most abundant species, H 2 , in emission; instead, one has to use proxies or tracers (Krumholz, 2011). For instance, the CO line emission is one of the most accessible and widely used tracer of the molecular interstellar medium, but the CO-to-H 2 conversion factor requires complex physical modeling (Bolatto et al., 2013). Schmidt (1959) first conjectured a power-law relationship between the gas content and star formation of galaxies and Kennicutt (1998a) revealed a clear correlation between the gas surface density of galaxies and their surface density of star formation. To connect to these observations, models of star formation must attempt to compute how gas in galaxies turns into stars.

As briefly described in 1.4.2, once gas has reaches the higher densities in the central regions of its host DM halo, it may become self-gravitating, i.e., dominated by its own gravity rather than that of DM or any background gravitational potential, and form dense molecular clouds, or giant molecular clouds, of masses that range from 10 3 to 10 7 M . The higher the gas density, the higher the cooling, the less effective the pressure support against gravitational collapse, which in turn increases density. During such runaway collapse, the molecular cloud can fragment into dense cloud cores extreme densities that ignite nuclear fusion and the birth of stars. If molecular clouds were only supported against gravitational collapse by thermal pressure, they would collapse and form stars in a free fall time4 , t ff ≈ 1/ √ Gρ, where only the density of the cloud matters.

One can compare the free fall time of a given mass of gas M g to the Star Formation Rate (SFR), Ṁ * (the mass of stars formed per unit time) to get the depletion time t dep ≡ M g / Ṁ * . The lower the ratio ff ≡ t ff /t dep , the lower the SFR. By doing so, observers gave rise to one of the most fundamental challenges of modern Astrophysics, which is to account for the observed inefficiency of star formation -only a few percent of the gas is converted into stars per free-fall time. Zuckerman & Evans (1974) first pointed out that star formation in giant molecular clouds happens surprisingly slowly. They compared the mass of giant molecular clouds in the Milky Way with the total SFR and found that no more than 1% of the gas can form stars for each cloud free-fall time. The same problem applies to individual molecular clouds, where the gas depletion time is much longer than the free-fall time (e.g. Evans et al. 2009). Krumholz & Tan (2007) and Krumholz et al. (2012) found that all the data are consistent with a universal value of ff ≈ 0.01 by collecting a large sample of observations, including both resolved regions of galaxies and entire galaxies, disc and starburst galaxies at low and high redshift. The gas depletion time being always of the order of 100 free-fall times, modern theories of star formation are therefore trying to converge towards a physical understanding of what sets the fraction of dense molecular gas that actually qualifies for star formation.

Theoretical models have turned to energy contents other than thermal -the so-called non thermal components -to counteract gravitational collapse. They include magnetic fields, turbulence and CRs (see section 1.4. 5.4 and chapter 5). The first invoked non thermal component involved in star formation models was magnetic fields (e.g. Shu et al. 1987), but then observations seemed to rule out magnetic fields as the only cause of low ff (e.g. Crutcher 1999; see Crutcher 2012 for a review)

Because the internal motions of the gas in clouds are highly chaotic, i.e. turbulent, another possible model to explain the value of ff is turbulence-regulated star formation (Mac Low & Klessen, 2004;Krumholz & McKee, 2005). Works e.g. by Padoan & Nordlund (2011), Hennebelle & Chabrier (2011) and Federrath & Klessen (2012) have generalized and improved this model, also by including magnetic fields. The idea is that turbulence plays a dual role: first, it opposes gravitational collapse, but also, if it is supersonic, drives shocks and local compressions, creating the density fluctuations that seed gravitational collapse (Federrath, 2018). CRs are another non thermal component possibly playing a role in the regulation of star formation in galaxies. Thermal and non-thermal energy contents may be replenished and sustained by the feedback processes (see section 1.4.5 for a physical description and 2.3 for their numerical treatment), and the numerical treatment of the injection these various energy contents are particularly challenging and directly linked to our understanding of the regulation of star formation.

Massive black holes

Here we describe another major component of galaxies, BHs and SMBHs, of which the evolution and impact is, just like star formation, strongly related to baryonic properties. The theory of general relativity of Einstein (1916) predicts that a sufficiently compact mass can deform spacetime to form a BH, a region of spacetime that has such strong gravitational effects that nothing, not even particles and radiation, can escape from inside it. There is strong observational evidence that most massive galaxies contain a SMBH (with masses ranging from millions to billions of times that of the Sun). The detection of these objects relies on the extreme gravitational field that they impose in their environment -one observation that shows that the Milky Way harbors a massive BH (with a mass of ∼ 4 × 10 6 M ) is based on the motions of stars in the galactic center -or by the emission of gravitational waves when they merge. Their detection also relies on their growth phase, when they are Active galactic nuclei (AGNs) (see section 1.4.5.2 for a description of AGN).

Observations have led to several empirical relations between the properties of BHs and those of their host galaxies (see Kormendy & Ho 2013 for a review). Namely, the mass of the central BH correlates with the stellar bulge 5 luminosity and mass (Kormendy & Richstone, 1995;Magorrian et al., 1998;Ferrarese & Merritt, 2000), as well as with the velocity dispersion of the spheroids, the so-called M -σ relation (Ferrarese & Merritt, 2000;Gebhardt et al., 2000a;Tremaine et al., 2002;Gültekin et al., 2009).

Given the correlations between the mass of SMBHs and that of their host galaxy, it is 5 The term bulge generally refers to the central spheroidal group of stars found in most spiral galaxies.

tempting to turn to smaller galaxies to find Intermediate Mass Black Holes (IMBHs) and provide constraints on the full spectrum of the BH population and BH seeding mechanisms 6 . This would also give insight on how the coevolution extrapolates to lower masses, and therefore on the physical understanding of the coevolution between SMBHs and their host galaxies. However, the detection of BHs in low mass galaxies is a very challenging task (Greene, 2012). Isolated low mass galaxies typically contain more cold gas, more dust, and higher levels of ongoing star formation. If there is emission from accretion, the dust can obscure it and the stellar emission can mask it. Moreover, if the correlation between BH mass and galaxy bulge mass stands at lower masses, the BHs in smaller galaxies should be less massive, which makes their emission weaker and therefore less easily detectable. Lower-mass BHs also exert a smaller gravitational force, and it is therefore more difficult to detect stars moving under the influence of the BH, not to mention resolution limits due to the smaller extent of the gravitational influence. In addition, simulations seem to show that BH accretion is boosted during galactic mergers 7 (Barnes & Hernquist, 1992;Gabor et al., 2016), which are less frequent for low-mass galaxies in the hierarchical structure formation model (Cattaneo et al., 2011). BHs in low mass galaxies have therefore less chances to grow via these mergers and consequently might show weaker accretion emission. Another process, called SN feedback (that I detail in section 1.4.5.1), might hamper BH growth specifically in low mass galaxies. Some numerical simulations show that SNe might expel the gas from central regions, therefore preventing it from accreting onto the central BH (Dubois et al., 2015a;Habouzit et al., 2017;Anglés-Alcázar et al., 2017). Since that ejection by SNe is easier in low mass systems due to their shallow potential wells, it is possible that BH growth is inhibited by SNe in low mass galaxies. There are now a handful of dynamical detections (Gebhardt et al., 2000b;Seth et al., 2010), and accretion signatures in a very small fraction of low mass galaxies (e.g. Pardo et al., 2016) and BH masses inferred for these suggest systems < 10 5 M in a few cases (Baldassare et al., 2015). We review recent detection of AGN in low-mass galaxies in section 1.4.5.2.

Quantifying the BH occupation fraction 8 in the low mass regime is crucial and related to a number of other astrophysical questions. First, massives BH in dwarf galaxies can impact our understanding of the origin of BH seeds. In the local Universe, massive BH are found in giant spiral and elliptical galaxies (Kormendy & Ho, 2013). But we do not know how these BHs get started in the high redshift Universe. The two main scenarios of formation are the following: the seeds may be remnants from the first generation of massive stars or from the direct collapse of dense gas in the early Universe (e.g. Volonteri, 2010). Directly observing the first seeds is currently not feasible and the BHs that are detected in distant quasars are already quite big with typical masses of 10 8 -10 9 M . Present day dwarf galaxies offer another avenue to learn about the origin of massive BH since these low mass galaxies can host local relics of the first BH seeds. Unlike massive BHs that have grown through mergers and accretion, dwarf galaxies have experienced quiet merger histories and are expected to host 6 Indeed, there is compelling evidence for stellar-mass BHs (5-80 M ) that form through the death of massive stars, or for SMBHs (10 5 -10 10 M ) that are predominantly found in the centers of galaxies, but no BHs have yet been reliably detected in the 100 -10 5 M mass range (Greene et al., 2019), or only one (Baldassare et al., 2015).

7 Note that the idea that the mergers of gas rich galaxies of comparable mass strongly trigger black hole growth has recently been questioned e.g. by Marian et al. (2019) 8 Fraction of galaxies with a central BH
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BHs that are relatively pristine. Models of BH growth, in a cosmological context, starting with different seeding scenarios, predict that the observational signatures indicative of seed formation are strongest in dwarf galaxies: Volonteri et al. (2008) find that for direct collapse models, a large fraction of low-mass halos end up without a central BH, but via the death of the first massive stars, the occupation fraction is expected to be relatively higher: the BH occupation fraction in dwarf galaxies is a key diagnostic to constrain the BH seeding mechanism. Besides, the rate of tidal disruption events9 depends on the occupation fraction of BH in low mass galaxies (Stone & Metzger, 2016). AGN of low mass galaxies may also have played a role in the reionization of the Universe (e.g. Grazian et al., 2018). Finally, if the BH occupation fraction in low mass galaxies is significant, AGN feedback -which we describe in section 1.4.5.2 -could play a significant role in the evolution of low mass galaxies (Silk, 2017). In chapter 3, we analytically investigate that possibility.

We will describe AGN feedback in the next section, which aims at defining and describing feedback processes in galaxy formation.

Feedback in galaxy formation and Galaxy Quenching

Feedback refers to the processes that regulate the growth of galaxies by preventing the gas from accreting onto it, from cooling or forming stars, or removing the gas from the galaxies lowering the total gas content available to form stars. It involves the deposition of momentum or energy that heats the gas or injects turbulent motions. The term feedback is used because these processes generally involve the action of a BH or a star on the environment or the galaxy it was formed in. Galaxy quenching refers to the drastic decrease of the star formation activity in a galaxy and to the process of maintaining a galaxy quiescent (Man & Belli, 2018).

Feedback processes inevitably enter in the picture when trying to understand how galaxies populate DM halos, and in particular, the difference between the observed galaxy mass function and the DM-only simulations which predicts too many small galaxies and too many big galaxies in the nearby Universe (Moster et al., 2010). In low mass halos, it has been suggested for some time that the primary feedback process is SN feedback (Larson, 1974;Dekel & Silk, 1986a, see section 1.4.5.1). Although still favoured, this picture is now less clear since the possibility of and need for other forms of feedback is suggested by recent work (e.g. Smith et al., 2018a). The importance of other feedback channels in low-mass galaxies is still controversial and is one of the questions investigated in this thesis. In these halos, the cusp-core problem -which is the possible discrepancy between the observed and predicted inner DM density profiles (see section 1.5.2) -might also find a solution in feedback processes. In massive haloes where the gas enters in a hot and diffuse fashion due to accretion shocks, very large amounts of cooling are expected and too many stars would form without invoking any form of heating. The effect of SN feedback is thought to be insufficient to explain the evolution of massive galaxies and feedback from AGN is believed to take over, as suggested by Silk & Rees (1998) (see section 1.4.5.2).

Moreover, a successful theory of galaxy evolution must also explain the existence of two different populations of galaxies on the color magnitude diagram: the red sequence and the blue cloud (e.g. Baldry et al., 2004). Red sequence galaxies are generally non-star-forming elliptical galaxies with little gas and dust, while blue cloud galaxies tend to be dusty starforming spiral galaxies. In particular, understanding how and why star formation turns off in massive galaxies is a major challenge for studies of galaxy evolution. Observations have established that early-type galaxies form and become red and dead early but continue to grow in mass and size without much late in-situ star formation (e.g. Daddi et al., 2005;Trujillo et al., 2006;Buitrago et al., 2008;Szomoru et al., 2012;Porter et al., 2014). Recent hydrodynamical simulations e.g. by Dubois et al. (2013); Choi et al. (2017Choi et al. ( , 2018) ) showed that the inclusion of AGN feedback effectively quenches star formation in massive galaxies, transforming blue compact galaxies into quiescent galaxies. But a definitive consensus is yet to be reached, as conclusive observational evidence for AGN-driven quenching has remained elusive (e.g. Rosario et al., 2018Rosario et al., , 2019) ) and dependent on the method through which AGN are selected (Ellison et al., 2019).

Another major argument in favor of feedback processes is the observation of winds in galaxies as well as the fact that moderate density regions of the Universe -where stars do not form -are metal-enriched, which suggests that metal-enriched winds can deposit metals into this Intergalactic Medium (IGM) (e.g. Booth et al., 2012a). Additionally, the fact that galaxies themselves seem to be missing over half of the metals their stars have produced over the course of their lives (e.g. Peeples et al., 2014) also suggests that galactic winds eject a substantial amount of material. Winds with velocities up to 500 km.s -1 are widely observed in the nearby Universe (e.g. Rubin et al., 2014) and at higher redshift (e.g. Martin et al., 2013). These galactic winds, most likely driven by stellar and/or AGN feedback, carry gas out of the galaxies at rates similar to the star formation rate, which means that they can regulate the stellar growth of galaxies. Of particular importance are the questions of how much energy lies in galaxy winds, where it is deposited, and how this deposition takes place. However, outflows are challenging to characterize observationally because of their complex and multiphase structure (see Harrison et al. 2018 for a discussion on the challenges related to charactrizing AGN-driven outflows and Rupke (2018) for star formation driven outflows).

To quantify these processes, it is crucial to know how much energy is released, in which form, how is it transported in the galaxy, when it eventually cools or dissipates, how and to what extent it couples to the gas. These processes are highly non-linear, which means that one has to understand all the heating mechanisms in order to understand the importance of one: for instance, heated gas is more susceptible to heating and cold gas is more susceptible to cooling. Resorting to numerical simulations is therefore a natural way to go to quantify these processes, but it also turns out to be tricky: since the limitations of the computing power limit the resolution, sub-grid prescriptions must be used to describe some of the critical physical processes such as AGN feedback and SN explosions. Numerical models often tune parameters of the sub-grid prescriptions -such as the fraction of the energy released by the AGN that couples to the gas or the velocity of the injected wind -so that the simulations match certain observed properties such as global galactic scaling relations. But ideally, one would like to directly simulate the physics without tuning the parameters to observables, especially since the various physical processes are interesting on their own right. Moreover, the fact that cosmological simulations with different variants of how the feedback is modeled can explain galaxy stellar masses with the same basic ingredients is encouraging but also indicates that we have not yet converged on a non-degenerate theory of galaxy formation (Somerville & Davé, 2015;Faucher-Giguère, 2018a). The regulating nature of feedback processes renders the

The role of baryons in galaxy formation

problem all the more difficult: feedback processes limit star formation and BH growth which are the origin of feedback processes, and these processes also require sub-grid prescriptions (see chapter 2 for a description of numerical recipes involved in the study galaxy formation relevant for this thesis).

There is a huge range of feedback mechanisms from various physical processes that we will describe in the following, such as reionization at high redshift, SN explosions from massive stars, radiation from young stars, tidal and ram pressure stripping, CRs, and AGN feedback. Note that some of these processes may also compress some fraction of the gas and trigger the formation of new stars, which further complexifies the picture: this phenomenon is called positive feedback, as opposed to negative feedback, described previously.

Stellar and supernova feedback

Feedback from massive stars is believed to play a critical role in driving galactic winds and shaping other global galaxy properties. The key physical processes include radiation pressure in the ultraviolet through infrared, stellar winds, and core-collapse SNe.

Stellar winds are flows of gas ejected from the upper atmosphere of a star and are a source of feedback from massive stars (Weaver et al., 1977). In addition, there are three radiative feedback processes from massive stars: 1 -photoionization heating of gas, 2 -radiation pressure from ionizing photons, and 3 -pressure from reprocessed infrared photons. Murray et al. (2010) found that radiation feedback from massive stars could disrupt giant molecular clouds and thereby play a dominant dynamical role in the ISM of star-forming galaxies. Murray et al. (2011) argued that it could be the launching mechanism for galactic winds. Rosdahl et al. (2015), using radiative hydrodynamics, suggest that radiation feedback is less effective than assumed when using sub-grid prescriptions. In numerical simulations of an isolated low-mass galaxy of ∼ 10 9 M , Emerick et al. (2018) find that including ionizing radiation from stars reduces the SFR by over a factor of 5, and is necessary to produce the ISM conditions needed for SNe to drive significant outflows in low mass galaxies. Geen et al. (2015), using numerical simulations of a 15M star, find that stellar winds have a negligible impact on the system owing to their relatively low luminosity compared to the other processes: the main impact of photoionization is to reduce the density of the medium into which the SN explodes, reducing the rate of radiative cooling of the subsequent SN.

A core-collapse SN explosion is the collapse of a massive star when nuclear fusion becomes unable to sustain the core against its own gravity. These explosions eject material into interstellar medium with a huge energy of ∼ 10 51 erg. The ejected material expands freely as long as the mass swept up by the shock is smaller than the ejected mass (the free expansion stage). As the reverse shock heats up the interior, the hot gas temperature and pressure become very high, and expansion into the ambient medium proceeds with negligible radiative cooling, powered by the thermal pressure of the interior of the SuperNova Remnant (SNR) that expands adiabatically. The reason why radiative cooling is negligible in this phase is that the rate at which the gas is shock-heated -the kinetic energy being converted to thermal energy -is higher that the cooling rate. This is the well-known Sedov-Taylor phase of evolution, analyzed by [START_REF] Sedov | Similarity and Dimensional Methods in Mechanics[END_REF]; Taylor (1950). In the Sedov-Taylor stage, the shock radius evolves as r ∝ t 2/5 , and self-similar solutions describe the interior of the SNR structure very well. As the SNR expands, it cools adiabatically because it exerts PdV work, the pressure and temperature drop, as well as the velocity. At some point during this slowdown, the radiative cooling rate overtakes the shock-heating rate and the cooling becomes significant: a thin and dense shell is formed. After shell formation, a pressure-driven snowplow stage occurs while the interior hot gas has non-negligible pressure. When that pressure becomes negligible, the shell continues to expand and sweep-up the surrounding gas and the total momentum -that of the shell and that of the swept-up gas, initially motionless -is conserved, so much so that the shell is slowed down. For a comprehensive description of astrophysical blast waves, see Ostriker & McKee (1988).

SNRs communicate energy and momentum to the surrounding medium and are a major ingredient for maintaining turbulence in the ISM (Mac Low & Klessen, 2004;Kim & Ostriker, 2015), which would otherwise rapidly collapse to make stars (see section 1.4.3). The concentration in space and time of the energy and momentum deposition leads to very strong shocks, and the fact massive stars are primarily born in clusters enhances the space-time concentration and leads to the so-called superbubbles where many SNe combine their action (McCray & Snow, 1979;Tomisaka et al., 1981;Kim et al., 2017).

It is believed that SN momentum injection is most important in the feedback loop that controls galactic SFRs, by injecting energy and momentum in the ISM, thereby preventing cold material to accumulate and form stars, and driving galactic winds. It has been suggested for some time that SN feedback suppresses star formation in low mass halos because of their shallow potential wells (Larson, 1974;Dekel & Silk, 1986a;Mori et al., 2002;Governato et al., 2007). In massive galaxies, however, numerical studies tend to show that stellar feedback is not enough and AGN feedback is necessary (see 1.4.5.2).

However, the numerical modeling of the impact of stellar feedback on the ISM and galaxies is not an easy task, and the way to model SN feedback is highly conditioned by resolution: the scale of a star forming region is typically the parsec scale, and that of the cooling radius of a SN is 20 pc (at a density of one particle per cubic centimeter), much smaller than the cosmological megaparsec scales, and such dynamical range is virtually impossible or very costly to achieve in numerical simulations. Numericists therefore resort to sub-grid models where the goal is then to inject the SN blast as it would emerge on the smallest resolved scale as a function of local ISM properties (e.g. Rosdahl et al., 2017). See chapter 2 and 1.5.4 for a more detailed discussion on the implementation of SN feedback in numerical simulations as well as the various sub-grid prescriptions.

The capacity of SN-driven winds to launch wind and regulate star formation has been and is still subject to debate. Dubois & Teyssier (2008a); [START_REF] Slyz | Numerical Modeling of Space Plasma Flows[END_REF]; Powell et al. (2011) found that SN feedback can drive large-scale galactic winds in low-mass systems but does not prevent massive cold gas inflow from fueling galaxies and forming stars. The true impact of SN feedback on the evolution of low-mass galaxies is still not clear. Rosdahl et al. (2017); Smith et al. (2018c,a) argue for the need for ISM physics beyond SN feedback alone, such as additional forms of stellar feedback or unresolved turbulent support. CRs can also play a major role in the impact of SN on galaxy evolution (see sections 1.4.5.4; 2.5 and chapter 5). As already mentioned, of particular importance is the effect of SN feedback on the growth of BH in low-mass galaxies, since feedback from SNe might prevent accumulation of dense cold gas in the vicinity of the central BH and therefore impede its growth (Dubois et al., 2015a;Habouzit et al., 2017;Anglés-Alcázar et al., 2017) and therefore AGN feedback, that we discuss in the next section.

AGN feedback

AGN correspond to the growth phases of the massive BHs (see section 1.4.4) observed in the center of almost every massive galaxy. Even though the mass and influence radius of these objects are tiny compared to the mass and scale radius of the galaxy (see King & Pounds 2015 for a review), BHs are relevant to galaxy formation because they release a fraction of the rest-mass accreted energy back into the galactic gas. The released energy due to that accretion is larger than the binding energy of a bulge, which suggests that a galaxy can notice the presence of a BH. AGN are therefore likely to play a role in galaxy evolution: first in regulating the BH growth itself but also the baryonic mass content of the massive galaxiesone of the questions studied in this thesis, in chapters 3 and 4, being whether they also affect dwarf and satellite galaxies.

A significant fraction of the accreted rest-mass energy is radiated away close to the event horizon of the BH, leading to an accretion bolometric luminosity given by L bol = η ṀBH c 2 where ṀBH is the BH mass accretion rate, c the speed of light in vacuum, and η is called the radiative efficiency of the BH (see [START_REF] Frank | Accretion Power in Astrophysics: Third Edition[END_REF]. If the accreted matter emits all of its potential energy beyond the innermost stable circular orbit10 of the BH, then η = 0.06 for a non-rotating BH, and η = 0.42 for a maximally rotating BH11 (see [START_REF] Novikov | Black Holes (Les Astres Occlus)[END_REF]. Another quantity relevant to our chapter 3 to is the Eddington luminosity of the BH. The power of an AGN, measured with their bolometric luminosity is indeed generally compared with the Eddington luminosity given by

L edd = 4πGM BH c κ = 1.26 × 10 47 erg.s -1 M BH 10 9 M (1.1)
where κ12 represents the opacity, M BH the mass of the accreting BH, and G the gravitational constant. The Eddington luminosity represents the maximum luminosity of a spherically symmetric object to sustain accretion onto the central BH, obtained by equating the radiation pressure on accreting matter and the gravitational force. The ratio between the bolometric luminosity and Eddington luminosity χ ≡ L bol /L edd is called the Eddington ratio (see [START_REF] Rybicki | Radiative Processes in Astrophysics[END_REF].

During the accretion phase onto a BH, the BH grows and the accreted matter releases its gravitational energy. If the accreting gas can dissipate energy so that it is not pressure supported, it settles into a disc, the minimum energy configuration for fixed angular momentum. In order for the gas to move inward and accrete, some of it must lose angular momentum. It is thought that turbulent viscosity in the accretion disc transports the angular momentum and mass inwards: Balbus & Hawley (1991) identified that the magneto-rotational instability, which is effective in weakly magnetized, differentially rotating discs, is the driving force for the viscosity. This viscous dissipation also heats the gas. This heat can either be radiated away near where it is generated or advected inward with the accreting gas. There are mainly three modes of accretion:

• When χ is below 10 -2 , a regime called hot accretion or ADAF (Advection-Dominated Accretion Flow) takes place (Narayan & Yi, 1995), which is radiatively inefficient, and hence hot. In this case, the heat generated by viscosity is advected inwards with the flow rather than radiated -particles are unable to radiate through collisional processes because the density is very low. The accretion disc becomes hot, hence geometrically thick. It occurs in BHs with low mass supply, relevant for instance for the BH in the center of our own galaxy.

• For χ = 10 -2 -1, the standard thin accretion disc is formed (Shakura & Sunyaev, 1973). The model assumes that the disc is in local thermal equilibrium, and can radiate its heat very efficiently, giving rise to bright systems like quasars. This is the regime we consider in chapter 3.

• Super-Eddington accretion is also possible (Begelman, 1978;Sądowski et al., 2014). In this mode, which is advection-dominated, the particles can radiate, but the energy is unable to diffuse out because of the high optical depth of the high density gas -as opposed to the advection dominated flow at low χ where the hot particles are unable to radiate because the gas density is very low. This mode of accretion is relevant to the understanding of Ultra-Luminous X-ray sources or Tidal Disruption Events13 .

The various component of an AGN are summarized in Figure 1.2. The standard thin accretion disc produces a strong optical/Ultra-Violet (UV) continuum which is a multicolor black body, while the ADAF thick disc and a hot corona enclosing the accretion disc produce hard X-ray radiation by inverse-Compton scattering. A thick dusty torus is surrounding the accretion disc, that expands to scales of several parsecs and contains molecular gas and dust. The torus is heated by the intense radiation from the central components where the radiation is absorbed by the dust and re-emitted in the infrared radiation. The inner part of the AGN contains a broad-line region, consisting of dense and fast-moving clouds that are ionized by the intense disc radiation and shocks, responsible for the broad emission lines of the AGN. Further outwards, the narrow-line region consists of lower density ionized clouds that move at lower velocities. The Baldwin, Phillips & Terlevich (BPT) diagram (Baldwin et al., 1981) is a line excitation analysis: it uses the commonly available optical emission line ratios, [OIII]λ5007/Hβ and [NII]λ6583/Hα, to determine the source of ionization. In the star-forming branch, the emission line ratios resemble those of photoionization models where stars are the sources of ionization. Galaxies along the AGN branch have higher ratios because the higher energy photons produced in accretion processes can induce more heating, than those from star formation.

Some AGN produce jets of highly collimated and fast outflows that emerge in opposite directions from close to the disc. Jet activity is often accompanied by synchrotron emission from relativistic electrons in the magnetized plasma, that is most prominently observable at radio frequencies and, thus, is the reason why AGN associated with jet activity are usually called radio galaxies or radio-loud quasars (as opposed to radio-quiet) the central massive BH (black dot); the accretion disc (dark orange); the broad-line region (blue, the gas in the broad line region is photoionized by photons from the accretion disc, its motion is dominated by the gravity of the BH and emission lines generated in this region are broadened by the Doppler effect); a hot corona enclosing the accretion disc; the narrow-line region is also photoionized by photons in the accretion disc, but is less dense than that in the broad line region; the dusty torus which is thought to surround the broad-line region (depending on the viewing angle, due to the obscuration by the dusty torus, the emission from the broad line region clouds may or may not be visible); jets (very collimated outflows of material), produced in some AGN that can extend several kiloparsecs from the galaxy center. Radio emission from jets is thought to be synchrotron emission from electrons accelerated in a magnetic field. The lower half describes radio-quiet AGN, whereas the upper half corresponds to radio-loud AGN.

Jet

Radio loud

Radio quiet

Our current understanding of AGN-driven outflows is based on observations at various wavelengths. The dynamics of the ISM, which is a first indicator of AGN feedback, can be traced by dust, CO, or CII emission with radio telescopes, such as ALMA. Radio observations reveal large molecular outflows with velocities of 100 km s -1 up to a few times 1000 km s -1 (e.g. Cicone et al., 2014). Maiolino et al. (2017) reported star formation inside a galactic outflow, another strong indication for the presence of an outflow of cold gas. Besides these molecular outflows, observations reveal highly ionized AGN outflows with mildly relativistic velocities of ∼ 0.1c, and some ultra-fast outflows even have velocities up to ∼ 0.3c (King & Pounds, 2015).

The question of what powers galactic outflows in AGN still requires progress and is a topic of active research (Wylezalek & Morganti, 2018). AGN-driven outflows can be driven by the radiative energy output of the AGN -this is how all the accretion energy is initially released. However, radiation pressure is not always the dominant driving mechanism. The second form is mechanical: the accretion luminosity drives powerful gas flows into the host, making collisions inevitable. One example of this mechanical feedback are jets. Another example are AGN winds (King & Pounds, 2015), where an inner disc wind with mildly relativistic velocities is shocked once it encounters the denser ISM and drives a forward shock into the host galaxy, which sweeps up the gas. The dynamics of this wind-driving depends on the efficiency of cooling in the shocked wind, as shown in Figure 1.3: if the internal energy is radiated away, only the momentum input from the AGN drives the outflow (momentum-driven). If cooling is inefficient, the hot shocked wind adiabatically expands and drives the shock into the ISM (energy-driven). These different driving mechanisms have fundamental influence on the outflow dynamics and the thermal state of the outflow. Most of the thermal energy is carried by the shocked wind and the shocked ISM accounts for the bulk part of the kinetic energy (see our chapter 3, where we use this model to asses the impact of AGN feedback on low mass galaxies).

As mentionned in section 1.4.4, there is strong observational evidence that most massive galaxies contain a SMBH and that the mass of the central BH correlates with that of the stellar bulge mass (Kormendy & Richstone, 1995;Magorrian et al., 1998;Ferrarese & Merritt, 2000), as well as with the velocity dispersion of the stellar spheroids, the so-called M BH -σ relation (Ferrarese & Merritt, 2000;Gebhardt et al., 2000a;Tremaine et al., 2002;Gültekin et al., 2009). These correlations are also found theoretically by assuming feedback from the central BH. Silk & Rees (1998) find a power of 5 in the M BH -σ relation by assuming an energy-driven outflow, King (2003) finds a power of 4 by assuming that the outflow is momentum-driven. In Hartwig et al. (2018), we developed a 2D analytical model and found a power of 4.8, solving self-consistently for the cooling -and therefore for the energy-or momentum-driven nature of the outflow. This correlation between BH and galactic properties may be due to AGN feedback but a clear consensus has yet to be reached. For instance, some models have been suggested to explain the scaling relations without invoking AGN feedback mechanism: it has also been shown that dry mergers can potentially drive BHs and their hosts towards a mean relation (e.g. Hirschmann et al., 2010). Contrarily, in IlustrisTNG (Pillepich et al., 2018), the SFR of galaxies decreases once the energy from BH kinetic winds at low accretion rates becomes larger than the gravitational binding energy of gas within the galaxy stellar radius, hinting at a direct influence of the BH on galactic properties (Terrazas et al., 2019). Sometimes, the A fast wind (typically ∼ 0.1c) impacts the interstellar gas of the host galaxy, producing an inner reverse shock slowing the wind, and an outer forward shock accelerating the swept up gas. In the momentum-driven case (top) the shocks are very narrow and cool rapidly, the thermal pressure in quicly radiated away and only the ram pressure is communicated to the outflow, leading to very low kinetic energy. In an energy-driven outflow (bottom), the shocked regions are much wider and do not cool, but rather expand adiabatically, communicating most of the kinetic energy of the wind to the outflow. The outflow radial momentum flux is therefore greater than that of the wind. This figure is reproduced from King & Pounds (2015) efficiency of the coupling between the energy released by the AGN and the ISM is tuned to match the M BH -σ relation in the local Universe (e.g. Dubois et al., 2013).

Overall, many semi-analytical models as well as numerical simulations (e.g., Croton et al. 2006;Bower et al. 2006;Dubois et al. 2010;Choi et al. 2017) have argued that AGN feedback is an important ingredient in the formation and evolution of massive galaxies, in particular in shaping the observed high-end of the galaxy mass function, and the low SFR in massive galaxies. AGN feedback also plays a role in the morphological transformation of galaxies (e.g. Dubois et al. 2013;Choi et al. 2018). However even the qualitative form of this energetic input remains uncertain: Su et al. (2018) argue that thermal and momentum injection are not efficient enough and for the need of CR injection or turbulence. Moreover, despite the plausibility of the role of AGN feedback, a definitive consensus is yet to be reached, as conclusive observational evidence for AGN-driven quenching has remains elusive (e.g. Rosario et al., 2018Rosario et al., , 2019) ) and dependent on the method through which AGN are selected (Ellison et al., 2019).

In low mass galaxies, the picture is even more controversial. Theoretically, the study of the role of AGN feedback in dwarf galaxy evolution brings diverse results. Our work, presented in chapter 3, studies AGN outflows in idealizsed environments and spherical symmetry, and suggests that AGN can be more efficient than SN feedback at clearing dwarf galaxies of their gas. Recent numerical work using isolated disc galaxy simulations, by Koudmani et al. (2019), suggests that AGN feedback in dwarf galaxies is unlikely to directly regulate their global SFR, but could enhance outflows provided there is also strong SN feedback present, leading to a hundred times higher velocities and temperature outflows than with SNe alone. Cosmological simulations considering AGN feedback in high-redshift dwarf galaxies indicate that BHs can provide a significant amount of feedback, able to effectively quench star formation (Barai & de Gouveia Dal Pino, 2018). On the contrary, Trebitsch et al. (2018) find that even in the most extreme BH growth scenario, AGN feedback is negligible in comparison to ionizing radiation from stars, in accordance with previous work showing that SN feedback stunts BH growth and quenches AGN feedback (Dubois et al., 2015a;Habouzit et al., 2017;Anglés-Alcázar et al., 2017). This is also suggested by Bower et al. (2017), who develop a simple analytic model for the competition between star formation-driven outflows and gas accretion on to the SMBH at the galaxy's centre: in galaxies less massive than 3 × 10 10 M , young stars and SNe drive a high-entropy outflow which is more buoyant than any tenuous corona. The outflow balances the rate of gas inflow, preventing high gas densities from building up in the central regions. More massive galaxies are surrounded by an increasingly hot corona, and above 10 12 M , the outflow ceases to be buoyant and star formation is unable to prevent the build-up of gas in the central regions. The accretion rate of the central BH rises rapidly, heating the galaxy's corona, disrupting the incoming supply of cool gas and starving the galaxy of the fuel for star formation. Gabor & Bournaud (2014), using idealized simulations of z = 2 disc galaxies (of a baryonic mass of 10 10 M ) found that AGN-driven outflows do not cause rapid quenching of star formation, although they may remove significant amounts of gas over long time-scales: the mass of dense gas in the disc in their simulations is almost identical with and without AGN feedback. This wide variation in theoretical results demonstrates the need for observational constraints on the coupling of AGN energy to the interstellar medium ISM of dwarf galaxies and the growth of BHs in low mass systems. However, as previously explained, the detection of BHs in low mass galaxies is a very challenging task (Greene, 2012). Isolated low mass galaxies typically contain more cold gas, more dust, and higher levels of ongoing star formation, which can obscure or mask the emission from accretion. Moreover, if the correlation between BH mass and galaxy bulge mass stands at lower masses, the BHs in smaller galaxies should be less massive, which makes their emission weaker and therefore less easily detectable. In addition, simulations seem to show that BH accretion is boosted during galactic mergers (Barnes & Hernquist, 1992;Gabor et al., 2016), which are less frequent for low-mass galaxies in the hierarchical structure formation model. BHs in low mass galaxies have therefore less chances to grow via these mergers and consequently might show weaker accretion emission. Despite these challenges, systematic searches are revealing more candidates and BHs and AGN may have a more common presence than once thought in low mass galaxies (see the introduction of chapter 3 for a more detailed census). Reines et al. (2011) detected a candidate accreting BH in a nearby star-forming dwarf galaxy (see Figure 1.4). Reines et al. (2013) performed the first systematic search for AGN in dwarf galaxies and identified 136 AGN candidates using both broad Hα emission -which traces gas orbiting in a deep potential well-and position on the BPT diagram described above. Baldassare et al. (2018) found an additional sample of 35 AGN using optical variability 14 . Penny et al. (2018) found a set of quiescent low mass galaxies in group environments with both AGN-like BPT line ratios and disturbed gas kinematics, suggesting AGN-driven outflows. Bradford et al. (2018) studied the HI gas masses of isolated low-mass galaxies with BPT-identified AGN and found two populations; composite 15 galaxies with gas content in line with non AGN galaxies and gas-depleted galaxies with stronger AGN signatures. These galaxies are located farther than 1.5 Mpc from any massive galaxy, ruling out environmental processes (see section 1.4.5.5) as a source of the gas-depletion. They suggest that either AGN feedback or shocks from extremely bursty star formation cause the emission lines and have destroyed or otherwise consumed the cold gas. Conversely, using a sample of sample of 127 low-mass galaxies drawn from the SDSS, Martín- Navarro & Mezcua (2018) find a loose coupling between star formation history and BH mass: they argue that AGN activity does not dominate baryonic cooling in low-mass galaxies. They also find that a break in the M BH -σ relation that marks a transitional stellar mass, M trans = 3.4 ± 2.1 × 10 10 M . Their results favor a bi-modal star formation process where the AGN-dominated feedback of high-mass galaxies transitions towards a SN-driven regime in low-mass systems. Dickey et al. (2019) studied a sample of 20 quiescent low mass galaxies (stellar masses of 10 9.0-9.5 M ) and found that 16 out of 20 host central AGN-like line ratios with a tight correlation between the presence of elevated AGN-like line ratios and the age of stellar populations. Recently, Manzano- King et al. (2019) report the first direct detection and velocity measurements of AGN-driven outflows in the lower mass regime. Using a sample of 50 nearby isolated dwarf galaxies, they found 13 that show galaxy wide winds; 9 of these 13 are classified as AGN hosts according to their narrow line flux ratios. Of the 9 AGN, 6 have outflow line flux ratios that exceed the theoretical maximum ionization possible with star formation alone. They measure outflow velocities of 375 -1090 km s -1 , sufficient to escape their DM halos.

14 AGN are known to vary at all wavelengths, and searching for optical variability has been widely used for identifying quasars -the origin of the variability remains uncertain, but is potentially related to thermal instabilities in the accretion disc (Kelly et al., 2009) 15 Meaning, that show star formation-related and AGN-related features 2011) who first reported an example of a star-forming low-mass galaxy with a massive BH. The galaxy is called Henize 2-10 and is located 10 Mpc away from the Milky Way; it is a blue compact dwarf galaxy hosting a concentrated region of extreme star formation. The overall morphology of the radio emission (green contours on the top right) in the central region of the galaxy matches that of the ionized gas detected with HST (orange colour), suggesting a common origin. The AGN (white cross) is detected as a non-thermal radio source coincident with a Chandra (an X-ray space telescope) point source with hard X-ray emission. Their results confirmed that nearby star-forming dwarf galaxies can indeed form massive BHs. Note that Hebbar et al. (2019), using the X-ray spectroscopy of the candidate AGN, argue that it is also compatible with SN remnants.

The role of baryons in galaxy formation

The variety of observational and theoretical results shows that a clear consensus of the role of AGN feedback in galaxy formation is still to be reached. In particular, a major challenge is unraveling how the energy released near the SMBHs is distributed over nine orders of magnitude in distance throughout galaxies and their immediate environments. The dance between the BH and the galaxy is indeed very intricate: first, accretion comes in, throws out energy, that energy modifies the galaxies which in turns modifies the amount of feeding onto the central BH. This picture is very hard to treat self-consistently since there is an enormous amount of structure and range inside a region that is unresolved on extragalctic scales. Therefore, once again, numerical simulations resort to sub-grid prescriptions which ignore the complications introduced by the multi-phase and small-scale structure (see section 2.3 for a description of the numerical treatment of BH growth and feedback). Cosmological simulations are thus limited in their ability to constrain the influence of AGN, particularly in low-mass galaxies which often lie at the limits of resolution. We also do not yet fully understand the physical mechanisms of the coupling between the AGN and the ISM of the host galaxy, again partly due to the wide dynamical range.

In chapter 3, we investigate the possibility of AGN feedback using energetics and the equation of motion, solving self-consistently for the cooling and therefore momentum-or energy-driven propagation. We compare the ability of AGN and SNe to drive outflows that can escape low-mass galaxies. In chapter 4, we describe the analysis of cosmological numerical simulations that have been run with and without AGN feedback and present the first work to our knowledge to assess numerically the effect of feedback from central AGN on satellite galaxies.

UV background

As we described in 1.2, the Universe was reionized by the UV radiation. It is believed that the Epoch Of Reionisation (EOR) had a substantial impact on galaxy formation, especially on the evolution of low mass galaxies. If a halo forms in a medium heated by the UV background, the pressure forces oppose the growth of the baryonic component of the galaxy. If the halo forms after the surrounding medium is reionized, the pressures forces prevent further accretion (Efstathiou, 1992;Somerville, 2002;Benson et al., 2002;Sawala et al., 2016;Dawoodbhoy et al., 2018). The gas content of halos below 10 8 solar masses are also directly vulnerable to photo-evaporation during the EOR (e.g. Park et al. 2016).

In the interplay between reionization and the growth of small galaxies, things are closely intertwined -as always in the study of galaxies. Indeed, the question of the impact of reionization on the growth of small galaxies is complex because these very galaxies are believed to be the dominant contributors to reionization (Bouwens et al., 2012) -their evolution is therefore an input to our understanding of reionization, and vice versa.

Cosmic ray feedback

CRs are particles accelerated to relativistic speeds at shock fronts of SNR (see Caprioli 2015 for a recent review), AGN (e.g. Berezinsky et al. 2006), winds from massive stars (Bykov, 2014), or structure formation shocks (e.g. Miniati et al. 2001). Observations of local SNR suggest that of the order of 10% of the explosion energy is converted to CRs (Morlino & Caprioli, 2012;Helder et al., 2013). In the solar neighborhood, CRs have an observed energy density of ∼ 10 -12 erg cm -3 [START_REF] Wefel | Technical report, Origin and transport of high energy particles in the galaxy[END_REF], which is comparable to the magnetic, turbulent and vertical gravitational energies. This equipartition shows that CRs are important in the local dynamics of the disc. Recent observations suggest that the CR energy density exceeds that seen in the Milky Way by orders of magnitude in the starburst galaxy M82 (VERITAS Collaboration et al., 2009;Paglione & Abrahams, 2012). The close correlation observed between the radio continuum and the far-infrared emission of spiral galaxies (e.g. de Jong et al. 1985) hints at a correlation between star formation and CR energy density and therefore at a powerful self-regulation mechanism.

CRs are practically collisionless in the interstellar medium of interest, and their interaction with the ambient plasma is primarily mediated by large scale magnetic fields (e.g. [START_REF] Kulsrud | Plasma physics for astrophysics[END_REF]Zweibel, 2017). This interaction is described by fluid models because kinetic scales are much smaller than global scales. CRs have several properties which make them a promising candidate for helping driving galactic winds: the CR fluid represents an additional pressure gradient that helps lifting thermal gas. It has a softer equation of state (γ = 4/3) than the thermal component (γ = 5/3) and therefore suffers less energy losses upon adiabatic expansion. More importantly, CR energy has longer cooling times than thermal energy, which means that if part of the energy released by SNe is put into CRs, it is less subject radiative losses. Moreover, CRs can stream and diffuse relative to the gas from dense rapidly cooling regions to more diffuse regions.

This indicates that CRs is likely to play a role in the dynamics of the ISM, the generation of galactic winds, and the regulation of star formation in galaxies. I describe in section 1.6 some key features of the Astrophysics of CRs, and I also refer the reader to section 2.5 for a description of CR hydrodynamics and its numerical modeling, and to chapter 5 for a description of the previous work on CR feedback, as well as a the description of my work with Yohan Dubois on CR feedback.

Environmental effects

In the hierarchical structure formation scenario, galaxies join more and more massive systems, experiencing various environmental histories during their lifetime, so much so that environmental and internal feedback processes are connected and hard to disentangle. A satellite galaxy is a smaller companion galaxy that lies within the gravitational potential of a more massive and luminous host galaxy, the central galaxy. The exact definition varies, and satellite systems are generally those within the virial radius of a more massive halo. For example Wetzel et al. (2015) defines the satellite systems of the Milky Way as those within 300 kpc of the Milky Way. The evolution of satellite systems is very sensitive to their environment. Tidal forces from the host halo can strip mass from the satellite (Dekel et al., 2003;Wetzel & White, 2010), and frequent high speed encounters with neighboring galaxies can tidally heat satellites (Farouki & Shapiro, 1981;[START_REF] Mo | Galaxy Formation and Evolution[END_REF]. Ram pressure from the hot gas in the host halo and the high orbital velocity of the satellite can also strip or heat the gas within the satellite (Gunn & Gott, 1972;Tonnesen & Bryan, 2009). Strangulation or starvation, a more gradual process, is the lack of accretion of new gas (Larson et al., 1980) due to the hotter state of the gas around the central halo. The relative importance of these environmental processes is still unclear. So is their significance with respect to internal processes, since these satellites are also affected by feedback from stars and potential AGN, 1.5. Dwarf galaxies: what makes them so special? which can even enhance the environmental processes (Bahé & McCarthy, 2015). Moreover, as explained in section 1.5, the currently known lowest-mass galaxies are within the influence of the gravitational potential of the Milky Way, and therefore environmental effects have to be understood in detail in order to understand the other processes affecting the evolution of these systems.

Recently Shen et al. ( 2019) observed a possible evidence of AGN-driven quenching of neighboring galaxies at z ∼ 1, using data from the ORELSE survey [START_REF] Longair | High Energy[END_REF]. In chapter 4, we use two sets of cosmological zoom-in simulations to explore the effect of AGN feedback from central galaxies on their satellites or neighboring galaxies. To our knowledge, this has never before been explicitly investigated in numerical cosmological simulations.

Dwarf galaxies: what makes them so special?

Dwarf galaxies -which will be defined in this section -are by far the most numerous galaxy population and contribute to most of the stellar mass in the local Universe. They sit at the nexus of:

• Astrophysics -dwarf galaxies probe the lower limit of galaxy formation. Due to their shallow potential wells, they can act as astrophysical test-beds for feedback processes;

• Particle Physics -understanding the nature of DM will help understanding the formation and evolution of dwarf galaxies and vice versa;

• Cosmology -due to their lack of galactic mergers, they can be used as important probes and relics of cosmological structure formation. Their abundance and structure provide constraints to the small-scale matter power spectrum.

Despite their tremendous capacity to constrain models in these fields, as the least massive and least luminous galaxies, they remain both difficult to resolve in cosmological simulations and under-observed. All this elements combined make dwarf galaxies -the topic of this section -one of the last frontiers to understand galaxy evolution.

What are they?

Dwarf galaxies are the low-luminosity and low-mass end of the galaxy luminosity and mass functions. In their recent review, Bullock & Boylan-Kolchin (2017), consider as dwarf galaxies, galaxies that have less than 10 9 M stellar mass (M * 10 9 M ) and less than 10 11 M virial mass (M vir 10 11 M ). In the cold DM cosmological model, larger structures form through successive mergers. Therefore, dwarf galaxies are potentially left over buildings blocks of galaxies and provide a test bed for the cold DM model, as the smallest probes of cosmological structure formation (see section 1.5.3). Examples of dwarf galaxies are shown in Figure 1.5.

Historically, the first known dwarf galaxies have been those closest to the Milky Way. The Sloan Digital Sky Survey (SDSS) doubled the number of known Milky Way satellites (SDSS collaboration, 2000;Willman et al., 2005a,b). The PAndAS survey (McConnachie et al., 2009) extended the known sample to faint dwarfs around M31 (Richardson et al., 2011). So did the DES survey around the Magellanic clouds (Koposov et al., 2015). In total, in the Local Group (LG) -the Milky Way, the Andromeda galaxy and the smaller galaxies up to 1 Mpc away from them -there are around 50 known dwarf galaxies around the Milky Way, and 30 satellites around the Andromeda galaxy (see the updated online catalog of McConnachie 2012). These objects are the most DM-dominated objects known, with mass-to-light ratios exceeding 1000 in some cases (e.g. Wolf et al. 2010).

Beyond the LG, dwarf galaxies have been found around LG analogs, including M81, Centaurus A, and NGC 2403 (e.g. Carlin et al. 2016), allowing comparisons with the faint end of the luminosity function of the Milky Way and Andromeda (e.g. Crnojević et al. 2019). Hubble Space Telescope imaging at distances up to 10 Mpc have recently serendipitously revealed isolated dwarfs (e.g. Bedin et al. 2019). Between 5 -20 Mpc, low-luminosity dwarf galaxies have been detected and follow-up observations are required (e.g., Danieli et al. 2017Danieli et al. , 2018)). Between 20 -50 Mpc, dwarf galaxies are difficult to distinguish from more distant galaxies, and follow-up spectroscopy is required (Geha et al., 2017). See Simon et al. (2019) for a description of the current census of dwarf galaxies. Simon (2019) suggests that dwarf galaxies with absolute magnitudes fainter than 10 5 times the luminosity of the Sun be considered UFDs. They are the least luminous, most chemically pristine, and most ancient galaxies known. As such, they uniquely probe galaxy formation, the origin of the heavy elements, and the fundamental physics of DM. The least luminous galaxies known today contain only a few hundred stars and have been found only in the inner regions of the Milky Way because of observational selection effects. Finding UFDs beyond the virial radius of a massive host is paramount to understanding the exact importance of environmental processes in their evolution (Fillingham et al., 2018). But detecting UFD at larger distances is difficult because of their low surface brightness and small sizes. Upcoming surveys such as the LSST (LSST Science Collaboration et al., 2009) and Euclid (Laureijs et al., 2011) will enable UFD unbiased detections throughout the entire LG and nearby field (Simon et al., 2019) .

The zoology of dwarf galaxies is diverse. The most obvious separation is between gas-rich systems with ongoing star formation -the dwarf irregulars Dwarf Irregulars (dIrrs) -and gas-poor systems with no young stars -the Dwarf Ellipticals (dEs) and Dwarf Spheroidals (dSphs) [START_REF] Mo | Galaxy Formation and Evolution[END_REF]. The majority of field dwarfs (meaning that they are not satellites) are dIrrs. Most dSphs galaxies are satellites of larger systems.

Ultra-diffuse dwarf galaxies (e.g. van Dokkum et al., 2015) have sizes comparable to the Milky Way but luminosities comparable to bright dwarf galaxies. These galaxies are paramount to understand since they have the potential to alter our current understanding of faint stellar systems and DM. A particularly curious observation is the recent discovery of NGC1052-DF2 (van Dokkum et al., 2018) and NGC1052-DF24 (van Dokkum et al., 2019) -ultra-diffuse galaxies with modest amounts of DM -which suggests that DM might not always be coupled with baryonic matter on galactic scales. Another type of dwarf galaxies are ultra-compact dwarfs (e.g. Bechtol et al., 2015) -they are characterized by old stellar populations, are larger, brighter and more massive than the biggest Milky Way globular clusters, but at the same time significantly more compact than typical dwarf galaxies of comparable luminosity.

During galaxy mergers and interactions, tidal forces may expel large amounts of gas from the galaxies, which may re-collapse and form new stellar systems, which can be massive enough to be considered as dwarf galaxies and are usually called Tidal Dwarf Galaxies. This galaxies are thought to have little DM and they are particularly interesting to study because 1.5. Dwarf galaxies: what makes them so special? they have a high-gas fraction, metallicity and turbulence which are similar to that of highredshift galaxies, but present the great advantage of being observed with good resolution in the local Universe -see Bournaud et al. (2008) for idealized simulations of mergers producing such events, Ploeckinger et al. (2018) for the first cosmological simulations studying the formation of tidal dwarf candidates. Haslbauer et al. (2019) look for tidal dwarfs in the Illustris simulation, where they also qualitatively estimate the probability of forming objects like NGC1052-DF2 that we previously mentioned, and find that there is no tidal dwarf candidate in the highest resolution run of the Illustris simulation at redshift z = 0 which has a stellar mass and a stellar-half mass radius equal to or larger than the observed NGC 1052-DF2.

A theoretical and observational puzzle

As the least massive and least luminous galaxies, dwarf galaxies remain both difficult to resolve in cosmological simulations and under-observed, which makes them one of the last frontiers to understand galaxy evolution.

As already mentioned in 1.4.1, the ΛCDM cosmological model has proven a successful framework for predicting and explaining the large-scale structure of Universe and its evolution with time. However, on scales smaller than 1 Mpc and mass scales smaller than 10 11 M , the ΛCDM faces several challenges (see Bullock & Boylan-Kolchin 2017 for a recent review on the small-scale challenges to the ΛCDM paradigm).

The so-called missing satellite problem (Moore et al., 1999b) is the fact that the observed stellar mass functions of field galaxies and satellite galaxies in the LG is much flatter at low masses than predicted DM halo mass functions. As shown in Figure 1.6, we know only a few dozens of galaxies with stellar masses above 300 M within 300 kpc of the Milky Way but DM-only simulations predict hundreds of subhalos more massive than 10 7 M , which could host galaxies (Garrison-Kimmel et al., 2014a). The likely solution to this problem is that DM halos become increasingly inefficient at making galaxies at the low-mass end, until simply failing to form stars at all. The discrepancy between DM-only simulations and observations is partly alleviated by invoking that gas heating from reionization suppresses star formation in the early Universe (see 1.4.5.3, e.g. Somerville 2002), by taking into account the observational incompleteness (Tollerud et al., 2008), or by modeling the depletion of DM subhalos by the Milky Way disc (Garrison-Kimmel et al., 2017).

However, these solutions place the known Milky Way satellites in the largest subhalos predicted by ΛCDM around Milky Way like host galaxies, and leave the smallest clumps unobserved or dark. By choosing that solution, another problem rises, the so-called too big to fail problem (Boylan-Kolchin et al., 2011a): most massive subhalos predicted in ΛCDM simulations are too centrally dense to host any of the bright Milky Way satellites, as shown in Figure 1.7. There is no satisfactory reason why galaxies would fail to form in the most massive subhalos, but form in lower mass DM subhalos. The discrepancy was also found for satellites of the Andromeda galaxy (Tollerud et al., 2014) and isolated the dwarf galaxies in the LG (Garrison-Kimmel et al., 2014b) and even beyond the LG (Papastergis & Shankar, 2016). However, see Papastergis & Ponomareva (2017) for a discussion on caveats when quantifying the magnitude of these discrepancies between observations and theory.

Recently, simulations have begun to include more realistic models of gas cooling, star 10 5-7 M . The circular velocity is dynamical proxy for measuring the mass. The magenta lines show the circular velocity curves of subhalos from one of the DM-only Aquarius simulations (Springel et al., 2008): they correspond to satellites that have peak maximum circular velocities above 30 km s -1 at some point in their histories, and halos that are this massive are likely resistant to strong star formation suppression by reionization and thus naively should form stars, but we do not see such massive halos around the Milky Way. The right panel shows the same problem for field dwarf galaxies. formation, and stellar and SN feedback in an attempt to jointly resolve the missing satellites and Too big to fail problems more realistically (Brooks & Zolotov, 2014a;Wetzel et al., 2016;Sawala et al., 2016), and there is growing evidence that these puzzles can be explained via baryonic physics. In their recent work, Garrison-Kimmel et al. (2018) apply the FIRE models (Hopkins et al., 2014a(Hopkins et al., , 2018) ) for star formation and feedback to LG-like environments and isolated Milky Way-mass halos. Their simulations are claimed to be free from the missing satellites and Too big to fail problems within the virial radius of the Milky Way or Andromeda. Beyond the virial radius, their simulations alleviate the Too big to fail problem but there remains some tension to be tested against future observations. Overall, despite the growing evidence that the solution to the Too big to fail problem lies in baryonic physics, there is still no consensus on whether it is resolved (Ostriker et al., 2019) or still a challenge (Kaplinghat et al., 2019).

The cusp-core problem is the fact the observed cores of many DM dominated galaxies are both less dense and less cuspy than predicted in ΛCDM. SN feedback has been extensively invoked in numerical hydrodynamical simulations in order to generate cored density profiles: fluctuations in the central potential due to feedback processes irreversibly transfer energy into collisionless particles, thereby generating a DM core (Mashchenko et al., 2008;Pontzen & Governato, 2012a;Madau et al., 2014;Read et al., 2016). However, there is still no consensus in numerical simulations: some groups find only cuspy density profiles (e.g. Sawala et al. 2016) while others find cored profiles with different trends as a function of halo mass or redshift (Oñorbe et al., 2015a;Fitts et al., 2017). Moreover, feedback is likely ineffective in altering the DM halo inner profile for stellar-to-virial mass ratios below 10 -4 (M * /M vir 10 -4 ; e.g. Tollet et al. 2016;Fitts et al. 2017). Figure 1.8 reproduced from (Oh et al., 2015), shows a comparison between the LITTLE THINGS16 survey observations and two different numerical simulations.

There is a number of uncertainties surrounding these discrepancies, the most important being whether solving these problems requires a better treatment of baryonic physics, DM physics, or both. Moreover, although the LG provides tremendous insight into the population of dwarf galaxies in the Universe, one should remember that it is not a typical environment and that the presence of two massive halos (Andromeda and the Milky Way) may have important implications in their evolution: for instance Garrison-Kimmel et al. (2019) argue that the paired halo nature of the LG may regulate star formation in dwarf galaxies even beyond the virial radii of the Milky Way and Andromeda, questioning the comparison between zoom-in simulations targeting isolated dwarf galaxies, and dwarf galaxies in the Local Field (i.e. within the LG but more than 300 kpc away from both the Milky Way and Andromeda).

Our understanding of the formation and evolution of dwarf galaxies is therefore strongly dependent on our understanding of the nature of DM and of the physics of feedback processes. Conversely, the study of dwarf galaxies provides an unparalleled window for constraining the nature of DM (1.5.3) and accurately modeling feedback processes (1.5.4).

Hunting and constraining dark matter

As mentioned in section 1.5.2, there is growing evidence that baryonic physics can reconcile simulations and observations of dwarf galaxies. However, DM is understood to contribute Oh et al. (2015). It shows on the y-axis the inner DM density slope α of the sample galaxies from LITTLE THINGS (filled circles) and THINGS (filled squares, THINGS dwarfs; open squares, THINGS disk galaxies) against their total stellar masses on the x-axis. The dashed line indicates the ΛCDM predictions from DM-only simulations. The open stars (Governato et al., 2012) and solid blue line (Di Cintio et al., 2014) show the results for from the ΛCDM simulations with baryonic feedback processes included. The observed inner density slope do not match the ΛCDM predictions without feedback and are shallower. Including baryonic feedback produces shallower cores. 85% of the mass density of the Universe, but its nature is unknown, and the favored WIMP 17 model keeps eluding detection. This means that the question of alternative DM models still remains, even when including baryons (Brooks, 2018). There are two main directions to investigate the question of the nature of DM with dwarf galaxies: the matter power spectrum and the properties of individual halos (Weisz & Boylan-Kolchin, 2019):

• The matter power spectrum -that describes the density contrast of the Universe (the difference between the local density and the mean density) as a function of scale -depends on the nature of DM. This means that the abundance and structure of DM halos at a given mass contains information about the nature of DM (Weisz & Boylan-Kolchin, 2019). Several plausible DM scenarios (e.g. warm DM, fuzzy DM, self-interacting DM) suppress the small-scale power spectrum, which should translate in an under-abundance of dwarf galaxies in the lowest-mass DM halos compared to ΛCDM predictions (Simon et al., 2019). For instance, the abundance of UFDs provides constraints on the mass of the DM particle (e.g. Jethwa et al. 2018). A census of very faint galaxies more than 500 kpc away from the MW -in order to avoid strong environmental effects -which is achievable with LSST (Drlica-Wagner et al., 2019) can constrain the matter power spectrum and therefore the nature of DM.

• The structure of collapsed DM halos can also be sensitive to DM interactions (Simon et al., 2019). The most DM dominated objects known are dSphs. As such, they are a major laboratory for its indirect detection, through the search for gamma rays following WIMP annihilation 18 . As mentioned in section 1.5.2, feedback is likely ineffective in altering DM inner profiles for 10 -4 (M * /M vir 10 -4 ), which makes the search for UFDs of great interest if one wants to disentangle baryonic physics from DM physics. For instance Fitts et al. (2018) find that the rotation in the central regions of small dwarf galaxies could provide a way to distinguish between cold DM, warm DM, and self interacting DM.

Therefore, better observations and numerical simulations will improve our current understanding of the properties of DM and dwarf galaxies. This will help elucidating whether the challenges to the ΛCDM at small scales find their origin in baryonic physics, or whether they point to the need for a theory that goes beyond ΛCDM. The study and the physical understanding of any baryonic physics that can affect the evolution of dwarf galaxies is therefore of prime importance to isolate DM physics.

Study of feedback and baryonic processes

As described in the previous section, understanding the nature of DM requires understanding the interactions between baryons with the dark sector and their relative importance in affecting the observational measurements and shaping the structure and the luminosity 17 Weakly Interacting Massive Particles, or WIMPs, are among the hypothetical particle physics candidates for DM 18 The brightest source of such signature for us should be the center of the Milky Way, but foregrounds make unambiguous detection very difficult 1.6. The Astrophysics of cosmic rays function of dwarf galaxies. Dwarf galaxies are also particularly interesting for constraining baryonic physics themselves, and not only DM physics.

Indeed, galaxy formation modeling is currently mainly driven by the design of better sub-grid models for smaller scale processes that cannot be explicitly resolved in cosmological simulations, such as star formation and stellar and SN feedback, SMBH growth and AGN feedback (see section 2.3 for a description of sub-grid models). The main issue is to develop sub-grid models that are more directly tied to our understanding of the physical processes rather than tuning free parameters to observables. In that sense, thanks to their small size and mass, dwarf galaxies provide a unique opportunity for galactic scale simulations with high resolution, to strengthen our understanding of physics of the ISM and refine the sub-grid numerical models for simulations of higher mass systems and cosmological simulations. This would allow to bridge the gap between small and large scales and provide a robust test to the current theory of galaxy formation (see Faucher-Giguère 2018a for a discussion on this topic). Moreover, due to their shallow potential wells, dwarf galaxies are very fragile to feedback processes and thereby provide a somewhat very sensitive test to our understanding of feedback processes.

Besides, as explained in 1.4.4, studying the growth and feedback of BHs in dwarf galaxies can provide clues in several astrophysical problems: understanding the BH population and how SMBH coevolve with galaxies, constrain the seeding mechanism, and constrain the role played by AGN of low mass galaxies in the reionization of the Universe.

The Astrophysics of cosmic rays

CRs are highly energetic particles (generally starting at 1 MeV up to around 10 21 eV) that move through space at nearly the speed of light, and mostly originate outside of our Solar system. As such, they are one of our few direct samples of matter from outside the Solar system. They mostly consist of atomic nuclei stripped of their atoms with hydrogen nuclei being the most abundant type. There are also electrons (1-2%), and a very small fraction of antiprotons and positrons. Since most CRs are charged, their paths through space can be deflected by magnetic fields, except for the highest energy CRs. Therefore, since they do not follow straight lines from their sources, we do not know exactly where they come from. This means that one has to determine CRs sources and propagation mechanisms by indirect means. Locally, the CR energy density is dominated by GeV protons and compares with the interstellar energy densities of the thermal gas, turbulence and magnetic field. The most fundamental questions in CR Astrophysics are: 1 -How and where are they accelerated? 2 -How do they propagate in the Galaxy? In this section, we give a short overview of the Astrophysics of CRs with a focus on the energies and scales that are relevant for the feedback from Galactic CRs. The content of this section is mostly documented by the review from Grenier et al. (2015), the lectures on Computational Plasma Astrophysics given by Ellen Zweibel in 2016 at the Institute for Advanced Studies, available on Youtube, as well as her recent paper Zweibel (2017).

A bit of history

In 1912, the Austrian physicist Victor Hess made a series of ascents in a balloon to find the source of ionization of the air. Taking measurements of radiation in the atmosphere, he was looking for the source of an ionizing radiation registered on an electroscope and found that the ionization rate increased with altitude -the prevailing theory then was that the radiation came from the rocks of the Earth. He also made an ascent during a near-total eclipse of the Sun, and since the ionization of the atmosphere did not decrease during the eclipse, he concluded that the source of the radiation could not be the Sun and came from further out in space: he shared the Nobel prize in physics in 1936 for his discovery of CRs. In 1927, Jacob Clay found evidence that the CR intensity is latitude dependent, which indicated that the primary CRs 19 are deflected by the geomagnetic field and must therefore be charged particles, as opposed to photons, which can also be a source of ionization. In 1934, Fritz Zwicky and Walter Baade propose that CRs originate in SNe, although they did not have a detailed explanation for their acceleration mechanism. In 1949, John S. Hall and William A. Hiltner observed the Galactic magnetic field through starlight polarization by aligned dust grains. That same year, Fermi proposes his theory of CR acceleration that we briefly describe below. For a long time and before the advent of particle accelerators, CRs were the best way to study high energy particle physics, and the highest energies at which CRs are observed cannot be reached by current particle accelerators.

In situ versus remote detection

CRs can be probed by direct measurements in the atmosphere and spacecrafts in the heliosphere. For instance, the Pierre Auger observatory (Abraham et al., 2004) observes air showers of secondary CRs particles, which give information about the energy composition and direction of the primaries. The estimated arrival rate of these high energy particles is just 1 per km 2 per century: therefore, the Pierre Auger Observatory has created a detection area of approximately the size of Luxembourg. One key result of that experiment of the anisotropy of ultra-high energy CRs [START_REF] Aab | [END_REF].

CRs that are not in the Solar neighborhood can also be probed remotely thanks to the interaction of individual CR particles with the ambient gas. The Larmor radius 20 of Galactic CRs range from 10 5 km at the lowest energies to 0.1 pc near 10 15 eV: this means that directional information on their sources is lost during their propagation. For instance, γ-rays are essential for studying the large-scale distribution and spectra of Galactic CRs, giving clues to their origin: CRs interacting with gas produce pions, and uncharged pions decay into gamma rays, which, unlike Galactic CRs, travel to us straight from their sources. As shown in Figure 1.9, observing SNRs IV443 and W44, the Fermi space telescope and its LAT instrument detected a distinguishable feature in gamma-rays caused by that short-lived particle (Ackermann et al., 2013), which is the smoking gun that the observed SNR is producing accelerated protons (see below for the acceleration mechanism). Other examples 19 As opposed to secondary CRs that are produced by primary CRs when they enter the Earth's atmosphere and collide with atoms and molecules. This interaction produces a cascade of lighter particles, a so-called air shower. 20 The Larmor radius is the radius of the circular motion of a charged particle in the presence of a uniform magnetic field, it is given by r L = γmv ⊥ /qB where γ is the Lorentz factor, m the particle mass, v ⊥ the velocity perpendicular to the direction of the magnetic field, q the electric charge, B the magnetic field strength. of remote detection include signatures of CR electrons and positrons, which can be detected thanks to inverse Compton, Bremsstrahlung and synchrotron emission.

Spectrum, abundances, confinement

Figure 1.10 shows the spectrum of CRs summarized by the IceCube collaboration. Below ∼ 100 Mev the CRs flux is uncertain because Solar energetic particles are also present at these energies. CRs up to the knee energy of ∼ 3 × 10 15 eV at which point the spectrum steepens, are most likely accelerated in Galactic sites; at much higher energies they almost certainly originate outside the Galaxy because the Larmor radii are of kiloparsec order above 10 18 eV, and there is no sign of a directional modulation related to the Galactic disc. The transition energy from Galactic to extragalactic, however, is not very well constrained because both Galactic and extragalactic CRs affect the spectrum in the transition region, because the Larmor radius also depends on mass and charge. The transition is usually assumed to be in the 10 15-17 eV range, where the CR spectrum steepens: this is explained by the rapid escape of these CRs from the Galaxy. The spectrum flattens again at the ankle energy of a few 10 18 eV, because that energy range also includes a contribution from extragalactic sources. Locally, the CR energy density is dominated by Galactic GeV protons and compares with the interstellar energy densities of the thermal gas, magnetic field, stellar radiation, and turbulence of the ISM. These GeV protons are essentially collisionless and are at the origin of CR feedback through their coupling with the ISM, mediated by the ambient magnetic field and by kinetic scale waves and instabilities.

CRs are highly enriched in the elements LiBeB when compared to the Solar system abundances. This excess is likely the result of collisions between CR CNO nuclei and interstellar hydrogen. From this hypothesis, their composition constains information on their propagation. Indeed, it is possible to infer the mean surface density that the CRs detected at Earth have passed through (∼5 g cm -2 ) since they were accelerated. From these results, and from the abundance ratio of the radioactive and stable isotopes 10 Be and 9 Be, it results that GeV CRs are confined to the Galaxy for about ∼ 2 × 10 7 years (depending on the energy), and the mean density of the confinement volume is about 0.1 cm -3 , representative of the ionized gas layer that extends 1-2 kpc above the Galactic plane. Therefore, once accelerated, GeV CRs do not simply fly straight out of the Galaxy. From that, is possible to estimate their spatial diffusion coefficient (see below for the CR transport processes):

κ ≈ 1 to 2 kpc 2 × 10 7 yr ≈ 3 × 10 28 cm 2 s -1

Acceleration mechanism

There are two types of Fermi acceleration: the first-order Fermi acceleration, in shocks, and second-order Fermi acceleration in the environment of moving magnetized gas clouds.

The term first (respectively second) refer to the fact that the energy gain per crossing is proportional to v s /c (respectively v 2 s /c 2 ), the velocity of the shock or magnetized cloud divided by the speed of light. The first order Fermi acceleration is also called Diffusive shock acceleration, and is the likely acceleration mechanism for Galactic CRs.

In the second order Fermi acceleration (Fermi, 1949), the energy is gained during the motion of a charged particle in the presence of randomly moving interstellar magnetized clouds acting as magnetic mirrors. Upon reflection, the energy of the particle increases if the mirror is moving towards it, and decreases if the mirror is receding. Fermi argued that in a random motion of the magnetized clouds, the probability of head-on collisions is higher that head-tail collisions (because the frequency of collisions for a given velocity scales as the velocity of the clouds relative to the particle). Therefore, particles are on average accelerated. However, with this acceleration mechanism, the obtained spectrum is too steep and does not produce significant energy gain for reasonable values of cloud size and velocities.

The likely acceleration mechanism for Galactic CRs is rather the first order Fermi acceleration in SNRs or Diffusive shock acceleration (Blandford & Ostriker, 1978). Confined by a magnetic field, high energy particles move around randomly and sometimes cross the shock waves, and at each round trip, they gain energy. This model requires that velocity vectors of the accelerated particles are randomized upstream and downstream of the shock. This is achieved by the scattering of CRs by waves, that we discuss in the next sub-section. When the particle is moving near the speed of light, it is no longer confined by the magnetic field of the remnant and is able to escape. If the SNR resides near a dense molecular cloud, some CRs may strike the gas and produce neutral pions that quickly decay into a pair of gamma rays, which is the source of the aforementioned observation by Fermi LAT. Observations of local SNRs suggest that of the order of 10% of the explosion energy is converted to CRs (Morlino & Caprioli, 2012;Helder et al., 2013).

It is important to note that CRs accelerated in SNRs can only reach a certain maximum energy, which depends on the size of the acceleration region and the magnetic field strength. However, CRs have been observed at much higher energies than SNRs can generate, and where these ultra-high-energies come from is an open big question in astronomy, one possible source being AGN. See the recently defended PhD thesis of Dr Claire Guepin for an overview of and research on this topic.

Transport and tranfer of energy and momentum to the ISM

If a uniform background magnetic field B 0 is perturbed by B 1 , the gyromotion of CRs can change depending on the wavelength of the perturbation B 1 . If the wavelength λ of the perturbation B 1 is much smaller than the Larmor radius, the effect of the perturbation averages out over a cycle. On the contrary, if the λ is much larger than the Larmor radius of the CR particle, the particle does not feel the perturbation. If λ is of the order of the Larmor radius, a resonant scattering takes place, that leads to a diffusion in pitch angle space (the angle between the velocity vector of the particle and the magnetic field), and anisotropic diffusion is space (e.g. [START_REF] Longair | High Energy[END_REF]. This also results in energy transfer between CRs and the waves, which contributes to wave growth or damping, depending on whether the ensemble of CRs is drifting faster or slower than the wave speed.

The expression for the growth or damping rate of parallel propagating Alfvén waves21 , that can be derived from linearized Vlasov perturbation theory (see Zweibel, 2017), is the following:

Γ = Cω c n CR n ISM (≥ p 1 ) v v A -1 , (1.2)
where C is a constant, ω c = qB/γm is the cyclotron frequency, n CR (≥ p 1 ) is the number of particles with momentum larger than p 1 , p 1 = mω c /k is the minimum CR momentum that can resonate with a given wave number k, v A = B/ √ ρ where ρ is the gas density is the Alfvén speed, n ISM is the ISM density. Therefore, the particles n CR (≥ p 1 ) which resonantly scatter with the wavelength of the perturbation lead to its growth for streaming velocities larger than v A .

In the so-called self-confinement picture of CRs, these Alfvén waves are excited by the motion of CRs themselves through the streaming instability. Scattering off of this wave field (partially) isotropizes these CRs in the reference frame of Alfvén waves, which effectively causes CRs to stream down their gradient at the Alfvén speed. The damping (non-linear Landau damping and turbulent damping) of these waves transfers CR energy and momentum to the thermal gas at a rate that scales with the CR pressure gradient.

This complex plasma-wave-CR interplay explains that, although CRs represent only one particle in a billion, they likely play a role in the evolution of the Galactic ISM. Moreover, case for CR feedback includes the rough energy equipartition between magnetic, thermal, turbulent and CR energies of the ISM, as well as the correlation between far-infrared properties of galaxies -which scales with their SFR -and their synchroton emission -which scales with the CR energy (e.g. de Jong et al. 1985).

The equations of MagnetoHydrodynamics (MHD) that include the interaction of CRs with the ISM can be derived from the Fokker-Planck equation (see Zweibel, 2017), and are presented in chapter 2, section 2.5. My work with Yohan Dubois on CR feedback in dwarf galaxies is presented in chapter 5.

Structure and driving open questions of this thesis

As we described in the previous sections, the evolution of dwarf galaxies is highly intertwined with other fundamental questions in the field of Astrophysics: the nature of DM, the true impact of baryons and of the environment in galaxy formation and how they affect observables that enable to constrain the nature of DM, the formation growth and feedback from BHs..

The picture that we drew is the following. Understanding the evolution of galaxies calls for the understanding of what they look like. Their stellar content is largely responsible for their appearance, and stars form from cold gas. SN feedback from stars and can impede star formation by heating the gas or preventing it from cooling and forming stars; by triggering outflows that eject thas gas which is therefore no longer available for star formation; and even by preventing the inflow of gas. Environmental effects such as tidal stripping, ram pressure or harassment and strangulation can also heat the gas, strip it, and have an impact on star formation; the lowest mass systems we now are most likely all affected by these effects, since they are close to our Milky Way. In the meantime, BHs form and grow through processes that are far from being fully constrained, and they also enter the picture: during their growth phase called AGN, they might trigger outflows and prevent stars from forming, but their population and occupation fraction in low mass systems is poorly constrained. However, there is growing evidence that their presence in dwarf galaxies might be stronger that once thought. Torn between the environmental effects, the potentially-too-weak SN feedback, and the growing observational evidence for massive BHs and feedback thereof in dwarf galaxies, my thesis inspects these three usual suspects in a new light, using analytical and numerical methods. In Figure 1.11, I attempt a schematic summary of this picture.

First, in chapter 2, I will describe the RAMSES code (Teyssier, 2002). The aim of chapter 2 is two-fold. First, it will give the necessary numerical introduction to chapter 4 and especially 5. Second, it will give the general outline of the benefits and challenges of numerical astrophysics of galaxy formation.

In chapter 3, I describe the work done with Joseph Silk, Gary Mamon, Yohan Dubois and Tilman Hartwig on the possibility of AGN feedback in dwarf galaxies. We should mention that this chapter is based on Dashyan et al. (2018).

In chapter 4, I describe the work that I carried out with Ena Choi, Rachel S. Somerville, Thorsten Naab, Amanda C. N. Quirk, Michaela Hirschmann and Jeremiah P. Ostriker on AGN-driven quenching of satellite galaxies. This chapter is based on Dashyan et al. (2019).

Finally, in chapter 5, I present isolated numerical simulations of galaxies embedded in halos of masses 10 10 M and 10 11 M , that have been run with and without injecting CR upon SN explosions, varying the transport process (streaming and diffusion). I will summarize our results and give perspectives in chapter 6. 

Low mass galaxy

Introduction

The analytical approach adopted in chapter 3 is particularly convenient when trying to explore a wide range of parameters easily, by emphasizing on the governing timescales and main physical features in play. However, the formation and evolution of galaxies is highly non-linear and complex and cannot be entirely solved by analytical techniques, and the field systematically resorts to numerical simulations. Numerical simulations are widely used in Science to calculate how a model for a physical object -in our case the whole Universe, a cluster of galaxies, a galaxy or one patch of the ISM -evolves from a starting point -the initial conditions -, using a computer program that encodes the laws of physics. The idea is to discretize the physical system to encapsulate it in a finite amount of data, and use discrete numerical schemes that best reproduce the true solution: this often involves a trade-off between resolution and computing time.

In the case of cosmological simulations of the formation of galaxies, on might think that we are fortunate, because cosmology gives us a good idea of the initial-conditions, and the problem of solving the formation of galaxies therefore seems very well defined and posed, since all there is to do is to forward-model and obtain predictions to be compared with observations such as the distribution of galaxies, stellar content, morphologies. The problem is that going from the initial conditions to the observed distribution of galaxies involves a wide range of physical processes: to name a few, cosmology and the growth of structure, microphysical phenomena such as stellar formation, evolution, feedback and the resulting chemical enrichment, BH formation, growth and feedback, the nature of DM, radiative transfer, magnetic fields and CR transport. Even assuming that these physical processes are all well-known -which would already be wonderful given the unknowns that we pointed out on DM or BHs for instance -, the dynamic range that they involve cannot be explicitly simulated in numerical simulations and somewhat arbitrary sub-grid recipes are systematically used (see section 2.3), and are a critical aspect of the numerical modeling of galaxies.

Even if we often lament on the time a given numerical simulations can take, let us not forget that some of our simulations actually cover several gigayears of evolution of the Universe or of a given galaxy; this is another big advantage of numerical simulations: shrinking the timescales and performing in silico experiments of the evolving Universe, rather than only observing the only snapshot available today from Earth, that is mainly static over a lifetime -although certain processes are perceivable in shorter timescales, such as transient events or the motion of stars within our galaxy. A widely used technique to run simulations faster is to split a computational task across multiple processors. In Ramses, this is done using the Message Passing Interface (MPI) that splits the simulation volume into multiple domains. The domain decomposition is reorganized for better load-balancing, after a number of user-specified time-steps.

Another widely used technique for modeling galaxy formation in a cosmological context are Semianalytical Models (SAMs). This method does not explicitly solve fundamental equations for particles or grid cells, as in numerical simulations, but rather a set of simplified equations for bulk components: for instance, how much gas accretes onto halos, how much hot gas cools and turns into stars, how feedback processes heat gas from the galaxy or how much outflows do they drive. It is important to note that the implementation of sub-grid recipes in simulations is sometimes similar to the approach of SAMs. Of course SAMs do not have the same level of self-consistency as full numerical simulations.

The Ramses code has first been developped by Teyssier (2002) for the study of the formation and evolution of galaxies. It was since then developped by a number of users: for instance Fromang et al. (2006a) and Masson et al. (2012) added magnetic fields, Aubert & Teyssier (2008), Commerçon et al. (2011) and Rosdahl et al. (2013) developed the radiative transfer modeling in Ramses, Cadiou et al. (2019) implemented a tracer particles algorithm in order to keep track of the history and trajectory of the gas, Lebreuilly et al. (2019) presented a numerical approach to study small dust grain dynamics. Sub-grid recipes for star formation were developed e.g. by Rasera & Teyssier (2006), SN feedback by Dubois & Teyssier (2008a) and Kimm et al. (2015), BH formation and feedback by Dubois et al. (2010), the unresolved dynamical friction by Pfister et al. (2019). In the field of galaxy formation and evolution, the Ramses code is extensively used for cosmological and non-cosmological studies, for instance to study the dynamics of galaxies (Bournaud et al., 2011), the impact of mergers across cosmic time on star formation (Fensch et al., 2017), the origin of galactic magnetic fields (Martin-Alvarez et al., 2018), galaxy clusters (Sorce et al., 2019). Cosmological simulations such as Horizon AGN simulation or NewHorizon allow to run cosmological experiments across the entire galaxy population. The Ramses code is also used for other fields of Astrophysics such as the study of individual molecular clouds and smaller scale star formation (Geen et al., 2018;Colling et al., 2018), or the study of protoplanetary discs (Faure et al., 2014).

In this chapter, I will describe the general methodology of the numerical modeling of galaxies with a focus on the Ramses code. This is the code we used for our simulations described in chapter 5. In section 2.3, I will describe a critical ingredient of numerical simulations of galaxy formation: sub-grid physics. Finally I will describe the implementation of MHD in 2.4, and of CR hydrodynamics, useful for chapter 5, in section 2.5. I will sometimes comparatively refer to the simulations analyzed in chapter 4, that have been run with the Gadget-3 code, but a description of these simulations is given in chapter 4.

Main features of the numerical modeling of galaxies 2.2.1 Grids and/or particles

In Ramses, DM and stars are described by collisionless particles, which translates the fact that in simulations relevant to galaxy formation, they are thought to interact only through gravity. Stellar particles, decoupled from the hydrodynamical evolution of the gas, are used to model stellar populations. DM is also represented by particles, and it is important to note that DM particles in Ramses are not hypothetical WIMP particles or any other candidate particle for DM, since DM particles in Ramses are often 10 3-7 M , which, in order to simulate a 10 12 M halo such a the Milky Way's DM halo, already amounts to 10 5-9 particles.

As for the gas, as previously mentioned, numerical simulations discretize the physical system of study and the equations of its evolution. There are mainly two ways of discretizing that translate into different ways of picturing hydrodynamics. The first method, called Eulerian, discretizes the volume into cells, i.e discretizes the space into a mesh. This is the case of grid codes such as Art (Kravtsov et al., 1997), Flash (Fryxell et al., 2000), Ramses or Enzo (Bryan et al., 2014). The other way is to use particles, and therefore to follow a somewhat Lagrangian approach: particles follow the fluid's evolution and the density is given by the local number of particles and a smoothing kernel. This is the approach followed by Smoothed Particle Hydrodynamics (SPH) codes such as Gasoline (Wadsley et al., 2004) or Gadget (Springel, 2005b) . There are also intermediate techniques that rely on a deformable mesh, such as AREPO (Springel, 2010) or Gizmo (Hopkins, 2015).

By construction, SPH codes follow mass, which enables a better spatial resolution with a given number of resolution elements. Conversely, grid codes relying on the Adaptive Mesh Refinement (AMR) technique (see section 2.2.3) resolve better tenuous regions, and are known to better resolve shocks. Comparative studies have often been carried out to compare the numerical schemes used in the different astrophysical codes (Agertz et al., 2007;Kim et al., 2014).

In short, in Ramses, DM and stars are represented by collisionless particles, gas properties such as the density, the velocity, the total energy, the CR energy density, the magnetic field, the metallicity, are stored in cells.

Initial conditions

In order to start a numerical simulation, on must specify the initial conditions. The nature of the adopted initial conditions often depends on the kind of numerical experiment one wants to run. There are various goals that numerical Astrophysics pursue, which, unfortunately, are not always compatible. If the aim of a simulation is to retrieve the diversity and the statistical behavior of the galaxy population as well as the local scaling relations, the right way to go is a large volume cosmological numerical simulation. The aim can also be to study the impact and relative importance of various physical processes on a galaxy at high resolution to capture well the physics: this is the approach we adopt in chapter 5. But in some other cases, it is crucial to have that resolution while embedded in a cosmological context where cosmic accretion of DM and gas as well as environmental effects are accounted for. This gives rise to several possible experimental designs:

• Cosmological large volume simulations: in these simulations, a large volume of the Universe, -typically of the order of 100 Mpc at z = 0 -is simulated from a redshift where the linear regime of structure formation is still valid, typically around z = 100. For Ramses, the main tool to generate such initial conditions is Music (Multi-scale initial conditions, Hahn & Abel 2011). From ΛCDM cosmological parameters, it creates initial velocity and density fields for the gas and positions and velocities for the particles. This approach is however limited in terms of resolution. In order to resolve the smallest galaxies, an approximate 10 pc scale resolution is required at the very least. Given the size of the simulation box, this dynamical range would make such simulations too costly in computing time. For example, the resolution of the Horizon-AGN simulation run with Ramses (Dubois et al., 2014) is 1 kpc, which makes it impossible to resolve the detailed physics of the ISM and the smallest galaxies. Other examples of cosmological simulations are the Illustris (Vogelsberger et al., 2014b) or Eagle (Schaye et al., 2015) projects.

• Idealized simulations of isolated galaxies give the chance to reach higher resolutions and especially to resolve better the structure of the ISM of galaxies. In these simulations, typically one galaxy (as in e.g. Rosdahl et al., 2017) or a merger of two galaxies (as in e.g. Fensch et al., 2017) are followed over several hundreds of Myr. In addition to allowing much higher resolution, these simulations also allow to make very controlled experiments since it is possible to set a galaxy with a given gas, DM and stellar distribution, rather than let it emerge in an uncontrolled manner from cosmological initial conditions as in a cosmological simulation: this aims at performing specific experiments in a special situation, such as comparing the mechanisms of wind launching, studying the multiphase ISM, or comparing the different CR transport mechanism as in our chapter 5. Generators of these initial conditions have been developed, such as Dice (Perret et al., 2014) or the Makedisk code by Volker Springel.

• Cosmological zoom-in simulations combine some but not all advantages of the previous approaches. A region of interest, such as a DM halo, is simulated to a high resolution while the neighborhood of that region is left at a coarser resolution. The low resolution neighborhood provides a realistic tidal field for the high resolution region of interest.

Examples of such simulations are the ones analyzed in chapter 4.

• It is also possible to perform zoom-in simulations while controlling some of the properties. For instance, an interesting approach has been adopted by Pontzen and his collaborators: Rey & Pontzen (2018) introduced an efficient algorithm to alter a given quadratic property of a Gaussian random field realisation, requiring other changes to be as small as possible: in particular, by modifying the variance -the quadratic property -in a particular region in the initial conditions of a cosmological simulation, they can control the importance of smooth accretion relative to mergers in a galaxy's history, while keeping its environment and final mass fixed. It was applied to DM halos by Rey et al. (2018), and presents many promising hydrodynamical avenues of exploration. The advantage of this method is mainly that while allowing the galaxy to be embedded in a cosmological context, it offers the chance to control the accretion and merger history.

Adaptative Mesh Refinement and time-stepping

The easiest way to solve the fluid equations on a grid is to use a uniform grid. However, this results in poor resolution for regions of high density or in computationally too expensive simulations because of high resolution everywhere. For example, in galactic scale simulations, the particle number density in the circum-galactic medium can be as low as 10 -6 cm -3 whereas the density in the ISM reaches more than 100 cm -3 , which is at least an eight orders of magnitude range. It is therefore preferable to have a constant mass resolution to place better resolution in denser regions -which is done by construction in SPH simulations, but not in grid-codes. The refinement criterion may therefore be a refinement on mass (a grid is refined if its mass exceeds a given mass). One may also wish to resolve shocks better than the unshocked medium, in this case the criterion can be based on pressure or density gradients.

In Ramses, the basic grid element is an oct: a grid consisting of eight cells (2 dim ). Each cell stores the gas properties of density, momentum, internal energy, metallicity, magnetic field, and is also used for calculating and storing the gravitational force. The first level of refinement is the whole simulation box at level 1, which is then homogeneously refined to a minimum refinement l min specified by the user: this minimum refinement level is called the coarse level and has 2 3×l min resolution elements. Each grid may then refine by subdividing itself by a power-of-two, depending on whether it meets the refinement criterion. Eventually, a grid can reach a maximum refinement level l max , giving the box a maximum number of resolution elements of 2 3×lmax . Conversely, a grid cell that does not meet this refinement criterion will be destroyed and the next coarser level is considered. Neighboring cells are allowed to only differ by one level across cell boundaries. The octs are stored in a tree-shaped structure, which allows the calculation of the forces and the grid refinements level by level (see Figure 2.1 reproduced from Dr. Maxime Trebitsch's PhD thesis)

In Ramses, the time-stepping is also adaptive. A minimum time-step is determined which physically translates the fact that in a single time-step, the information -for instance a pressure wave (see section 2.2.5), the gas moving, particles moving -should not cross a length longer than a cell for the numerical scheme to be stable. Therefore, since the cells at different levels have different lengths, the time-step also depends on the level. In order to keep the different levels as synchronized as possible, the code has a recursive structure: when the level l + 1 has executed two times steps, the level l can execute one (see Figure 2 

Gravity

Even without the physical processes mentioned above, the mere calculation of the gravitational forces and subsequent motion is already very challenging in itself. Both DM and stars can be described using distribution function f (x, v, t) that obeys the collisionless Boltzmann equation, which states the conservation of the number of particles in phase-space

∂f ∂t + v ∂f ∂x -∇φ ∂f ∂v = 0 (2.1)
where v is the velocity at the position x of the distribution at time t and φ is the gravitational potential, given by the Poisson equation

∇ 2 φ = 4πGρ, (2.2)
where G is the gravitational constant and ρ the total mass density field, given by integrating the distribution function in velocity space. This is therefore a closed problem, which, if you start with well-defined set of initial conditions, becomes a computational problem. There are several strategies, the most basic being to discretize the phase space and solve the equation in 6D, but it is computationally expensive, or using a cold 3D manifold (Abel et al., 2012) using the fact that DM is cold, which makes the problem computationally more tractable.

Another -the most popular -approach is to rather use the Lagrangian discretization, and evolve particles as following individual trajectories. This is the so called N-body technique: the goal is to integrate the trajectories of those macro-particles. The particle i is displaced according to its velocity, which is updated following its acceleration and therefore the gravitational force

F i dx i dt = v i (2.3) m i dv i dt = F i (2.4)
To solve for the force that each particle undergoes, the most straightforward approach is to perform a direct summation over all the particles. However, such method scales as N 2where N is the number of particles-and is too costly for large cosmological simulations. It is however the only viable approach for very accurate long time integration, for tight binaries or a tight orbit around a BH. An example of such computation is Nbody6, run on Graphics Processing Units (Spurzem et al., 2012).

To increase the computational efficiency, other methods have been developed, such as Particle-Mesh methods, Tree-code methods that scale as N log(N ) and the Fast Multipole method. Particle-mesh methods rely on a regular grid to solve the Poisson equation: the mass of the particles is deposited on a grid, the Poisson equation is discretized and solved for that density field to compute the gravitational potential, and the force is interpolated back to each particle position. The simplicity of this method is one of the big advantages but the resolution is governed by cell size, which can bring problems regarding the force accuracy of the simulation. One way to improve that is to use an adaptive mesh. Ramses uses the mass deposition method called Cloud in cell, I detail below how it proceeds. In tree codes the idea is to group more and more distant particles into bigger and bigger cells in a hierarchical octree structure of cells, which gives rise to the scaling as N log(N ) (Barnes & Hut, 1986): the mass distribution is approximated by computing the center of mass in each cell but also higher order moments of the mass distribution. The Fast Multipole method was introduced to Astrophysics by Dehnen & Aly (2012) and pushes the idea one step further: it approximates not only the mass distribution by a multipole description but also the force itself when interpolating the force back onto the particles' positions. It scales as N . There are also hybrid codes that use Particle-Mesh on large scales direct summation on small scales.

We now detail how the gravity solver proceeds in Ramses. As mentioned above, in

Ramses, DM and stars are described by collisionless particles, meaning that they interact only gravitationally. It uses a particle-mesh method that proceeds in the following way:

• The first thing is to compute the density field by distributing the mass of the particles onto the grid. Naturally, the gas density field (already described by a Eulerian discretization) is also included in the total density. For stars and DM, the mass has to be deposited in cells, using a mass deposition scheme. The most naive way is to assign all the mass of the particle to one cell. In the Cloud-in-Cell method, used in Ramses, each particle is considered to be a cubic cloud centered on the particle, and the mass is uniformly deposited and distributed between the neighboring grid cells according to the fraction of the cloud that overlaps with each cell. By doing so, one allows the mass to move continuously when the particle moves. In more complex methods, it is possible to distribute the mass non-uniformly in the cloud, i.e. linearly, or even quadratically, allowing the force calculation to become more accurate.

• Once the mass is distributed, one needs to solve the Poisson equation by discretizing it.

In Ramses, this is done with a conjugate gradient method that iteratively solves for the gravitational potential. This is called a relaxation method where the linear Poisson equation is solved iteratively starting from a first guess.

• Once the gravitational potential is computed, the next step is to differentiate it to get the gravitational force and therefore the acceleration at each grid-point.

• Finally, one can update the particle velocity and finally the particle position. The new velocity and position of each particle are calculated using a second-order integration technique, called the leapfrog integrator. In this method, the particle is first given a half kick, then the position of the particle is updated, and finally another half kick is given to the particle.

As for the gas, the gravitational potential is a source term in the hydrodynamical evolution, which I describe below.

Hydrodynamics

This section follows the review of Teyssier (2015) on grid-based hydrodynamics in astrophysical fluid flows. As detailed in section 1.4, the Universe we observe is partly baryonic, and baryonic processes have their significance too, so much so that gravity alone is largely insufficient to fully describe galaxy formation. Baryonic processes such as cooling and feedback processes must be included in numerical simulations in order to be able to compare the models with observations. At the very least, the movement of the baryonic fluid must be followed. This makes the problem much more difficult since, in contrast to DM, and baryons being often a highly collisional fluid, their distribution function is the solution of the collisional Boltzmann equation. If the number of collisions is enough to reach thermodynamical equilibrium, the distribution converges to the Maxellian equilibrium distribution function limit. Taking the moments of that distribution, one obtains three conservation law equations that are the conservation of mass, momentum and total energy.

∂ρ ∂t + ∇ • (ρu) = 0, (2.5 
)

∂ρu ∂t + ∇ • (ρu ⊗ u)) = -ρ∇P, (2.6) ∂E ∂t + ∇ • (u(E + P )) = 0. (2.7)
These equations are therefore valid only when the collision rate is high enough to reach local thermodynamical equilibrium (see Teyssier, 2015, for the inclusion of non ideal terms). E is the total energy per unit volume, i.e. the sum of kinetic, thermal -and later potentially other components such as magnetic and CR -energies per unit volume. The pressure is given by the equation of state.

P = (γ -1)e, (2.8)
where e is the internal energy. One can write the Euler equations in a vector form

∂U ∂t + ∇ • (F(U)) = S(U) (2.9)
where F is the vector of the flux function, U is the vector of the conserved variables, and S(U) is the source term, including gravity, cooling and heating.

U ≡ (ρ, ρu, E), (2.10) F ≡ (ρu, ρu ⊗ u + P, (E + P )u).

(2.11)

(2.12)

Other terms accounting for additional physics can also be added to the Euler equations such as magnetic fields (see section 2.4). Other continuity equations can be added, for instance, the energy of CRs (see section 2.5), or various chemical elements.

The Euler equations are conservation laws: if one discretizes the computational volume into fixed volume elements, the time variations of the conserved quantities (mass, momentum, and total energy) are obtained by summing up the fluxes through the computational cell faces. The flow variables U can be discontinuous; only the flux functions, which appear in the divergence operator, are required to be continuous through cell faces. Rewriting equation (2.9) into quasi-linear form.

∂U ∂t + ∂F ∂U ∇ • U = S(U). (2.13)
The eigenvalues of the Jacobian matrix ∂F ∂U are the characteristic speed of each of the waves propagating within the system. In Ramses, the Euler equations are solved using a finite volume method. In this framework, the numerical solution of the Euler equations is discretized in cells. The value U n i of the solution at time t n in cell i of volume V i is given by (2.14) i.e. the mean value of U in the cell i at time t n . The goal is to find the solution in the cells at a subsequent time t n+1 = t n + ∆t. Ignoring the source terms for the moment, an expression for U n+1 i of the solution at time t n+1 in cell i of volume V i is given by

U n i = 1 V i V i U(x, t n )dV,
U n+1 i = U n i - ∆t V i S i F • ndS (2.15)
where F is the mean flux across the cell interfaces between t n and t n+1 . Therefore, in order to compute U n+1 i , one needs to compute F .

• The first thing to do is to compute the values of U at the discontinuity. The first order Godunov method is a piecewise constant method takes only the central value of the cell for the flux across the discontinuity. For this method, because the solution is piecewise constant, we can define at each cell interface a so-called Riemann problem in which the solution is known exactly. Higher order solutions rely on a better representation of the left and right values rather than only taking the central discretized values of U within each cell. For instance, the simulations described in chapter 5 use a second order scheme called MUSCL (Monotone Upstream-centered Scheme for Conservative Laws), and use a piecewise linear method.

• Having established the left and right initial values (U L , U R ) at the discontinuity, one can find the flux. This is done by solving the Riemann problem. In practice, the exact Riemann solution is never used, because it is too computationally expensive, and various approximate Riemann solvers are available for designing robust numerical schemes. One such approximation is the Harten-Lax-von Leer (HLL) approximation that only takes the two fastest waves into account. HLLC (HLL Contact) takes the same two waves as the HLL solver but also incorporates the contact discontinuity into the wave pattern. [START_REF] Toro | Riemann Solvers and Numerical Methods for Fluid Dynamics: A Practical Introduction[END_REF] gives a complete description of the possible choices for Riemann solvers.

• Finally, having determined the flux, one can determine U n+1 i using equation (2.15).

Given a spatial resolution, the time-step has to be sufficiently small to ensure the stability of the scheme. In a pure advection case, the numerical scheme is stable if and only if the wave speed is smaller than a cell per time-step. This condition, called the Courant-Friedrichs-Lewy condition, applies to the general procedure presented above. One must have

V max ∆t ∆x ≤ C (2.16)
where V max is the velocity of the fastest wave and 0 ≤ C ≤ 1 is the Courant number. In the simulations presented in chapter 5, C = 0.8. In order to add the source terms, one performs operator splitting, which consists in splitting the overall equation ( 2.9) into two successive steps, the first step being the hyperbolic solver without source terms.

Ũn+1 i -U n i ∆t = ∇ • F(U n i ) (2.17)
where the temporary state Ũn+1 i is updated in a second explicit step using

U n+1 i -Ũn+1 i ∆t = S(U n ) (2.18)
In the nonstiff regime, i.e. when the Jacobian of the source terms is non-stiff, source terms are a slow perturbations to the pure hyperbolic transport equations. See Teyssier (2015) for modifications of classic operator-splitting techniques in other cases.

Thermal evolution

As decribed in sections 1.4.2 and 1.4.3, a paramount and critical ingredient of galaxy formation is gas cooling: it is one of the main features governing the accretion of gas on DM halos, or the amount of star formation. Indeed, in order to collaspe, the gas must be able to radiate away its thermal energy that otherwise stops the gravitational collapse. Cooling also plays a role in the evolution of SNR, since the ability of the shell to cool decides whether the SNR is in an energy-conserving or momentum-conserving phase, as decribed in section 1.4.5.1. Some cooling and heating processes are naturally encapsulated in the Euler equations: for instance, when a gas expands adiabatically, it also cools be P dV work, and when the gas is shocked, the kinetic energy dissipates into thermal energy. There are other processes by which the gas cools or is heated that have to be explictely specified as source and sink terms in the hydronamical system equations, i.e. heating and cooling rates in units of energy emitted per unit volume and unit time (see e.g. Somerville & Davé 2015). Above 10 7 K, gas is fully collisionally ionized and cools predominantly via Bremsstrahlung, that corresponds to the radiation produced due to the deceleration of a charged particle. Between 10 4 K to 10 7 K, collisionally ionized atoms can decay to their ground state, and electrons and ions can recombine. Below 10 4 K, cooling occurs through collisional excitation/de-excitation of heavy elements and molecular cooling. Compton cooling occurs when a charged particle transfers part of its energy to a photon. There are also physical processes which heat the gas such as photoionization, which is the excitation and removal of electrons from atoms or ions by external photons, e.g. photons from the ionizing background modeled by Haardt & Madau (1996). Compton heating occurs when a high energy photon transfers part of its energy to a charged particle.

In the absence of rapidely changing ionizing radiation field, the cooling rate Λ only depends on the density ρ, the temperature T and the metallicity Z, which is the fraction of mass that is not in the form of hydrogen or helium. Tabulated values of Λ(ρ, T, Z) can be constructed and interpolated to find the cooling rate for a given (ρ, T, Z), following Sutherland & Dopita (1993a) for metal-dependant cooling rates above 10 4 K, and Rosen & Bregman (1995) below. This is the approach used in Ramses. The UV background that heats the gas is also included following the model provided by Haardt & Madau (1996). The metallicity of the gas is modeled in Ramses as a passive variable (which means that it is only advected passively with the gas), and metals can be injected upon SN explosions. The cooling time is defined as

τ cool = E Λ , (2.19)
where E is the thermal energy per unit volume. One sees that since most cooling processes relevant for galaxy formation are two-body processes, Λ ∝ ρ 2 , and since the E ∝ ρT for a perfect gas, it appears that to first order, τ cool ∝ 1/ρ, which shows that, in general, high density gas cools faster than low density gas.

Sub-grid physics: a blessing and a curse

Just like cooling processes, several other physical processes relevant to galaxy formation are not explicitely resolved in numercial simulation of galaxies (cosmological and isolated), even at the highest resolutions. Some of these processes are paramount for the formation of galaxies: star formation, SN feedback, BH formation, growth and feedback from AGN. The reason is that the dynamical range required to capture all the relevant details of the ISM is well out of reach of computational capabilities. This is why the whole study is generally broken up into different stages: simulating the galaxies, simulating their diffuse ISM, simulating molecular clouds, simulating the collapse and accretion onto stars. Numerical simulations of galaxies therefore critically rely on the so-called sub-grid models to capture processes internal to galaxies. These sub-grid models often rely on free parameters that are tuned to reproduce basic observable properties, such as the galaxy stellar mass function, or galaxy sizes. Other observables -which were not used in the tuning of the parameters -can be used to test the result of numerical simulations against observations such as the color distribution of galaxies or observations of the circum-galactic medium, the gasesous halos of galaxies, as explained by Faucher-Giguère (2018a). However, trying to summarize the physical complexity of what happens within a kiloparsec or even a ten parsec cell by a set of sub-grid models is challenging, and it is not obvious that this is possible in principle. Moreover, our understanding of the physics that governs small-scale processes -such as star formation, BH formation, growth, and feedback -is still imperfect.

On the other hand, even though cosmological simulations of more than a single galaxy are still orders of magnitude away from capturing the scales of where stars actually form, in isolated or zoom-in simulations of galaxies, it is becoming possible to resolve scales comparable to individual star-forming regions. These simulations allow to relate sub-grid models to constraints on the small-scale physics. We detail below several sub-grid models that are relevant to this thesis.

Star formation

As explained in section 1.4.3, stars form in the very dense environment of molecular clouds in regions where the temperature is favorable for the dense structures to be gravitationally bound. Generally, simulations of galaxies are unable to capture the spatial and density scales required to explicitly simulate star formation. Sub-grid recipes are adopted and constrained by observations: an analytic expression decides the portion of the gas in a grid cell that is converted into stars. The gas is then converted into a stellar particle, that represents a stellar population, of which the mass depends on the resolution.

The first model implemented in Ramses by Rasera & Teyssier (2006) converts gas above a given density threshold ρ th into stars with a constant efficiency * . The free-fall time of a homogeneous sphere of gas is given by:

t ff = 3π 32Gρ (2.20)
where ρ if the gas density and G the gravitational constant. If ρ < ρ th , no stars are formed.

If ρ ≥ ρ th , the star formation rate is given by:

ρ * = ρ t * = * ρ t ff (2.21)
Following to this conversion rate, stars form stochastically: over a time-step ∆t, in a cell of size ∆x where the density criterion is met, N stellar particles will form with a probability P (N ) where P is a Poissonian distribution .23) where m g = ρ∆x 3 is the gaseous mass in the cell. This is the star formation recipe that we used in our simulations in chapter 5, with a star formation efficiency of 0.02. In the simulations run with the Gadget, of which I present the analysis in chapter 4, a similar recipe was used with a constant star formation efficiency of 0.025. This subgrid model has been improved building on theoretical work from Federrath & Klessen (2012). Julien Devriendt and collaborators implemented the so called thermoturbulent recipe of star formation, where the turbulent support is explicitly taken into account. In this model, the efficiency of star formation as well as the density threshold are determined locally. In the turbulent ISM, the density distribution follows a log-normal distribution given by

P (N ) = λ N N ! e λ , (2.22) λ = m g m * ∆t t * , ( 2 
p s = 1 √ 2πσ s exp - (s -s 0 ) 2 2σ s , (2.24)
where s is the logarithmic density s ≡ ln(ρ/ρ 0 ), ρ 0 is the mean density, s 0 is the mean logarithmic density and σ s is the standard deviation of density fluctuations. s crit and σ s depend on the local velocity dispersion of the gas relative to the local sound speed (Padoan & Nordlund, 2002;Hennebelle & Chabrier, 2011).

The idea is to integrate the log-normal probability density function weighted by the density above a density threshold s crit given by Padoan & Nordlund (2011), to obtain the mass fraction of gas that qualifies for star formation. By doing so, the efficiency is * =

acc φ t exp 3 8 1 + erf σ 2 s -s 2 crit 2σ 2 s , (2.25)
where acc is the fraction of all the infalling gas onto a typical protostellar core that is accreted by the protostar -while a fraction (1acc ) is re-injected into the ISM. The factor 1/φ t of order unity accounts for the uncertainty in the free-fall time-scale.

In chapter 5, we chose the simpler approach of a constant star formation efficiency and a fixed density threshold because we wanted to investigate the effect on CRs on the wind generation mechanism specifically. However, in the thermo-turbulent recipe, the efficiency of star formation depends on the local sound speed (via s crit and σ s ). Actually, an effective local sound speed can be computed using the local turbulent velocity dispersion, but also the contribution of CR pressure to the speed of sound. Therefore, an interesting follow-up to our chapter 5 is obviously to account for CR pressure in this thermo-turbulent recipe for star formation.

Stellar feedback

As described in section 1.4.5.1, feedback from massive stars is believed to play a critical role in driving galactic winds and shaping other global galaxy properties. The key physical processes include radiation pressure, stellar winds, and core-collapse SNe. Dekel & Silk (1986a) have suggested that the energy deposited by SNe provided the needed feedback mechanisms in dwarf galaxies. They compared the deposited energy to the galactic potential wells and concluded that under a certain critical galaxy mass the condition for global gas ejection is fulfilled. In practice, trying to reproduce this dramatic feedback in galactic scale or cosmological numerical simulations turns out to be extremely challenging.

In Ramses, as previously described, stars are represented by stellar particles each containing a stellar population. After a certain amount of time that depends on the numerical simulation (e.g. 5 Myr in our simulations in chapter 5) the stellar particle deposits energy, momentum, mass and metals in the host cell and in the neighboring cells, depending on the chosen recipe.

The different phases of an SNR have been described in section 1.4.5.1. One particularly important time of their evolution is the transition from the energy-driven to momentum-driven regime, the shell-formation time, of which the radius is given e.g. by Kim & Ostriker (2015) as a function of the local density n 0 and SN energy in units of 10 51 erg r sf = 22.6 pc E 0.29 51 n -0.42 0 .

( 2.26) This means that, for instance, at a density of 100 cm -3 , the shell formation radius is ∼3 pc, which is not achievable in cosmological simulations. If one performs an idealized simulation of a SN explosion with a minimum cell-size much smaller than the shell formation radius at the corresponding ambient density, simply depositing the thermal energy of the cell where the explosion occurs, the numerical evolution reproduces very well the analytical solution (Kim & Ostriker, 2015): in other words, this means that the Sedov-Taylor phase is well resolved. If one degrades the resolution, the momentum deposited by the explosion is no longer correct. The reason is that the feedback can only be effective if the heated gas responds hydrodynamically to the temperature increase -i.e. adiabatically develops into a shock wave -before the thermal energy is radiated away. Physically, this implies that the sound-crossing time-scale across a heated resolution element must be short compared to the radiative cooling time-scale in the heated cell (Dalla Vecchia & Schaye, 2012a). When the thermal energy is injected into a bigger volume, that increases the sound crossing time (because the cell-size is greater and because the energy per unit volume is smaller which decreases the speed of sound), and decreases the cooling time (because the temperature increase is too small).

The most simple SN feedback prescription is called the Thermal dump, the energy and mass of the exploding stellar particle are dumped into the cell hosting it, and the corresponding mass is removed from the particle. As explained above, this leads to the so called overcooling problem if the Sedov-Taylor phase is not well-resolved. To circumvent this, the goal of subgrid models of SN feedback is then to inject the SN blast as it would emerge on the smallest resolved scale, by using analytic models. Rosdahl et al. (2017) performed a comparative study of these different feedback prescriptions with Ramses. We review the different recipes here:

• In stochastic thermal feedback, first implemented in Dalla Vecchia & Schaye (2012a) and adapted to Ramses by Rosdahl et al. (2017) the energy is distributed unevenly in space and time in order to overcome the overcooling problem. The idea is to compute the minimum temperature increase in the cell hosting the stellar particle SN to heat the gas in the cell enough so that the cooling time is long compared to the sound crossing time across the cell. Given the minimum required temperature increase, the feedback is done stochastically. If the minimum temperature criterion is met, the thermal energy is dumped into the cell. If the energy E SN released by the stellar particle is not enough to meet the required energy increase ∆E, the minimum required energy is injected or not, stochastically, with a probability E SN /∆E. Dalla Vecchia & Schaye (2012a) and Rosdahl et al. (2017) have shown that the energy averaged over the whole simulation box and sufficiently long time-scales is close to the available SN energy budget.

• Since the overcooling problem comes from the cooling that is subsequent to the energy injection, another solution is to turn off radiative cooling in SN-heated gas for a certain amount of time after the SN explosion. This method is referred to as delayed cooling, and was introduced by Teyssier et al. (2013a) in Ramses. With the hypothesis that the non thermal pressure supports due to e.g. turbulence are yet unresolved and dissipate their energy in longer time-scales than thermal energy, the idea is to inject a passive scalar that is advected with the gas and decays with a time-scale t diss . Radiative cooling is turned off wherever the passive scalar is above a certain threshold. Dubois et al. (2015a) derive an expression for the choice of the threshold and of the free parameter t diss , given the local SN rate, density and resolution. Even if the idea of making up for the numerically unresolved turbulent support is physical, the disadvantage of delayed cooling is that it artificially turns off the cooling which is also a real and physical process.

• The kinetic feedback model was presented in Dubois & Teyssier (2008a). Here, instead of trying to inject the thermal energy in a way such that it is not radiated away before having any effect, the overcooling problem is circumvented by directly injecting a fraction f k of the energy in kinetic form rather than thermal, in region of size r bubble around the cell hosting the SN. The kinetic energy, f k E SN , is distributed in the cells by injecting a velocity that decreases linearly with distance from the center -which is approximately the case in the Sedov-Taylor solution [START_REF] Sedov | Similarity and Dimensional Methods in Mechanics[END_REF]Taylor, 1950).

Likewise, the mass -that swept up by the SNR plus that ejected by the stellar particleis deposited uniformly within the same cells. The remaining thermal energy, (1-f k )E SN , is injected uniformly over the bubble cells. r bubble and f k are free parameters; r bubble is often chosen to be the size of Galactic superbubbles, as in (Rosdahl et al., 2017).

• The mechanical feedback prescription implemented by Kimm et al. (2015) in Ramses tries similarly to circumvent the overcooling problem by injecting momentum rather than energy. The momentum is deposited into the nearest neighboring cells of an SN hosting cell, with the magnitude adaptively depending on whether the Sedov-Taylor phase of the SN remnant is captured by these cells, or whether the momentum-conserving (snowplow) phase is expected to have already developed. If the energy-conserving phase is resolved, the momentum is given by energy conservation, while if it is unresolved, the final momentum, which depends via the cooling efficiency on the density and metallicity, is given by (Blondin et al., 1998;[START_REF] Thorne | Black holes and time warps: Einstein's outrageous legacy[END_REF]. Weights are used for the deposition depending on the number of vertices shared by the neighboring cell with the SN-host cell. This feedback mode is the one used in our simulations in chapter 5.

Rosdahl et al. ( 2017) performed a comparative study of these different feedback mechanisms in idealized numerical simulations of isolated galaxies and found that thermal dump, stochastic and mechanical feedback generate outflows with mass loading factors1 lower than 1, which is lower than observed. They found that kinetic feedback generates fast and hot outflows with mass loading factors close to 1 but only when using a large r bubble which physically is equivalent to hydrodynamically decoupling the wind and the disc. Delayed cooling generates cold, dense and slow winds with mass loading factors above one, but large amounts of gas occupy 'forbidden' space where the cooling rate peaks. Rosdahl et al. (2017) concluded that either our resolution is too low to aim for physically motivated models for SN feedback, or that feedback mechanisms other than SNe, such as CRs are important. Note that Smith et al. (2018c) reached a similar conclusion using zoom-in simulations of dwarf galaxies with the moving-mesh code AREPO (Springel, 2010), where they used a mechanical feedback prescription. Yet, mechanical feedback could be argued to be most physically motivated, because it is based on analytic calculation and because it is converged for a homogeneous medium (Kimm et al., 2015). However, such a medium is not a good description of a multiphase and porous feedback-regulated star-forming ISM that may be crucial for predicting the right generated momentum because they have a large impact on cooling rates. In chapter 5, we used an almost identical set-up, at higher resolution, to see how the inclusion of CR acceleration and transport changes this conclusion. Indeed, CRs are promising e.g. to circumvent the overcooling problem since they have longer cooling time scales than the thermal component.

Black holes

Even if I have not performed simulations with BH physics, this paragraph is relevant to:

• chapter 3, because our understanding of BH growth in low mass systems -and therefore of their impact on them -depends critically on our understanding of BH physics, and in particular their growth.

• chapter 4, because we show the analysis of simulations including BH growth and feedback.

Formation

In most numerical codes, BHs are represented by a collisionless sink particles. There are several ways to form such particles in numerical simulations, depending on the physics on interest. In an idealized simulation where the focus is the feedback from the AGN alone rather than the BH formation or growth, one can put the particle by hand already at a substantial mass. In the Gadget simulations analyzed in chapter 4, the new BHs are seeded with mass of 10 5.15 M such that any halo above 10 11.15 M contains one BH at its center. In

Ramses (e.g. Dubois et al., 2012), BHs with a user-defined seed mass can also be created in cells where the density exceeds some user-defined density threshold for star formation.

Growth

In most galactic scale and cosmological numerical simulations, the accretion onto the BH is described by the minimum between a Bondi-Hoyle-Lyttleton (Bondi, 1952) accretion rate ṀBH and the Eddington accretion rate ṀEdd , with:

ṀBH = 4παG 2 M 2 BH ρ (c 2 s + ū2 ) 3/2 (2.27) ṀEdd = 4πGM BH m p r σ T c (2.28)
where G is the gravitational constant, r is the radiative efficiency, σ T is the Thomson scattering cross-section, M BH is the BH mass, ρ is the average gas density, cs is the average sound speed, ū is the average gas velocity relative to the BH velocity, and α is a dimensionless accretion boost factor with α = max(ρ/ρ 0 , 1) (Booth & Schaye, 2009). The motivation for using a boost factor is that the resolution of the simulations do not allow to follow the accurate multiphase gas structure near the BHs. When a BH forms, it is distributed on an ensemble of cloud particles, spread over a 4∆x radius sphere and positioned every 0.5∆x in the x, y and z directions. (≥ 2000 cloud particles), equally distributed in space around the sink particle. The sound speed, density and velocity of the gas are averaged around the sink particles using these cloud particles that read the value of density, sound speed and velocity from their position on the grid, with a weight depending on their distance from the sink particle (see Dubois et al., 2012, for details).

At each time step ∆t, a gas mass of min( ṀBH , ṀEdd )∆t is removed (limited to a fraction of the original mass to avoid negative gas densities) from the surrounding gas using the same weights scheme as for averaging gas properties.

The Gadget simulations analyzed in chapter 4 do not use a boost factor: the overlap of the smoothing sphere of each particle and the Bondi sphere (the sphere of radius the Bondi radius, which is the radius across which the mass flux is equal to the Bondi accretion rate) is used to compute the probability of being absorbed by the BH. Besides, the accretion is not limited to Eddington: the Eddington force is included, acting on electrons in the neighboring gas through the hydrodynamic equations, directed radially away from BH. In this way super-Eddington gas accretion occasionally occurs, so that the corresponding feedback effect naturally reduces the inflow and increases the outflow.

Feedback

There are two modes of AGN feedback implemented in Ramses, which depend on the value of the accretion rate of the BH relative to Eddington: the Eddington ratio χ = ṀBH / ṀEdd • When χ > 0.01, the quasar mode proceeds, which is the simple injection of thermal energy in a sphere of radius ∆x (the cell width) , at a rate Ė = f r ṀBH c 2 , where f is a coupling parameter, which is free and generally tuned to match the BH galaxy scaling relations such as the M BH -σ and M BH -M bulge relations (see Dubois et al., 2012Dubois et al., , 2015a)).

• When χ < 0.01, the radio mode operates. It is designed to mimic the observed jet induced bubble formation (Fabian, 2012) thought to be due to the enhanced coupling efficiency at low accretion rates. The energy is deposited into a bipolar outflow with a jet velocity of 10000 km s -1 into a cylinder with a section of radius ∆x and height 2∆x (see Dubois et al., 2010). The coupling efficiency of the radio mode is maximal ( f = 1).

This is a similar approach to that introduced by Sijacki et al. (2007), however their injection is a bit different: they inject thermal energy in both modes, and in their radio mode, the energy is injected into off-centered bubbles that can then buoyantly rise.

The AGN feedback model implemented in the Gadget simulations of chapter 4 is different and consists of two main components (Ostriker et al., 2010;Choi et al., 2012Choi et al., , 2014) :

• Winds are launched from the central region around the BH, with a fixed wind velocity of v outf,AGN = 10, 000 km s -1 . The total energy flux carried by the wind is Ėw = w ṀBH c 2 , where the efficiency parameter w is set to 0.005 (Choi et al., 2017). The wind particles are stochastically selected among the particles entering the central region. The selected gas particles receive the wind kick in a direction parallel or antiparallel to their angular momentum vectors.

• Radiative feedback via the Compton and photoionization heating from the X-ray radiation from the accreting BH (coupled to the gas according to Sazonov et al. 2005), the radiation pressure associated with the heating, and the Eddington force.

Naab & Ostriker (2017) point out that the results of these approaches (thermal injection or mechanical and radiative input as in Choi et al. 2012Choi et al. , 2014) ) lead to similar results at regulating the overall mass growth of the central BH. However, other aspects are very different: the mechanical mode leads to more fluctuations and shorter duty cycles, and leads to a correct prediction of the thermal X-ray emission from massive galaxies (Choi et al., 2015).

Numerical modeling of ideal magneto-hydrodynamics

In a magnetized fluid, the hydrodynamical equations are different from the pure hydrodynamical case described in section 2.2.5. First the equation of motion needs to account for the Lorentz force J × B, where B is the magnetic field and J is the current, defined in the MHD limit by J = ∇ × B. The energy equation has to include the magnetic energy. Finally, an equation has to be added for the evolution of the magnetic field, the Maxwell-Faraday equation:

∂B ∂t = -∇ × (u × B), (2.29) 
and the magnetic field satisfies the divergence free constraint

∇ • B = 0. (2.30)
The ideal MHD equations in their Eulerian form can be derived as (Teyssier, 2015): .33) where E is now the sum of the total magnetic, kinetic, and thermal (e th ) energies and P tot is the sum of thermal pressure P th and magnetic pressure:

∂ρ ∂t + ∇ • (ρu) = 0, (2.31) ∂ρu ∂t + ∇ • (ρu ⊗ u -B ⊗ B) = -ρ∇P tot , (2.32) ∂E ∂t + ∇ • (u(E + P tot ) -B(B • u)) = 0. ( 2 
E = e th + 1 2 u • u + 1 2 B • B, (2.34 
)

P = P th + 1 2 B • B. (2.35)
The Godunov methodology that we described in 2.2.5 applies to this set of hyperbolic partial differential equations. The most important new wave is the Alfven wave -the others are called the fast and slow magnetosonic waves -, for which the wave speed is given by .36) where B is the norm of the magnetic field vector and ρ the gas density. There are two possible ways of representing the magnetic field numerically (Teyssier, 2015) • In the first method, not used in Ramses, the magnetic field is also defined as a volume average of the underlying 3D magnetic field within the volume of each cell, just like other hydrodynamical quantities (ρ, u ,E). However, when using that method, the magnetic field does not necessarily satisfy ∇ • B = 0, and such magnetic monopoles can create instabilities. To overcome that problem, divergence cleaning techniques are used.

u 2 A = B 2 ρ . ( 2 
One solution is to explicitly remove the divergence from the flow, solving a Poisson equation and removing the part of B that is not flux-conserving: .37)

∆Φ = ∇ • B old , ( 2 
B new = B old -∇φ, (2.38) 
which guaranties that B new is divergence-free. However, solving the Poisson equation is time-consuming.

• The other method, used in Ramses, is called constrained transport (Gardiner & Stone, 2005), where B is a surface averaged quantity normal to the interfaces of each cell, rather than volume averaged. The great advantage of this approach is the straightforward derivation of an integral form of the induction equation, using Stokes' theorem directly on each face of the computational cells. There are two major difficulties with this method: the initial magnetic field must already satisfy the divergence free condition exactly, which is generally achieved using the curl of the potential vector B = ∇ × A, as in our chapter 5. Second, one must compute the electric field on the line segments running around each face, and for the scheme to be stable, one has to uses the hydrodynamical variables from each of the four cells (for the hydro variables) and four faces (for the magnetic field), which turns the problem into a two-dimensional Riemann problem, instead of the one-dimensional Riemann problem that is solved at each cell-interface in the pure hydrodynamical case. Our simulations in chapter 5 use the HLLD solver (Harten-Lax-van Leer with discontinuities, Miyoshi & Kusano, 2005a). Note that, effectively in the code, this methods adds 3 × 2 magnetic field components to the existing minimum of 5 hydro variables (ρ, u, E).

Numerical modeling of cosmic ray hydrodynamics

CRs are modeled as a fluid represented by one separate energy equation with one single bin of energy. In Ramses, the CR energy density is represented by an additional hydrodynamical variable. We summarize in this section the aspects of numerical CR hydrodynamics relevant to our chapter 5.

Fluid Picture

Before describing the numerical implementation of CR hydrodynamics, I briefly and qualitatively explain the fluid picture of CR physics, and how CRs can transfer energy and momentum to the gas despite their almost collisionless nature. I will then give the set of MHD equations with CR transport to be used in a galactic scale simulation with CR injection by SNe (as in chapter 5).

Protons of a few GeV, where most of the CR energy density resides, are essentially collisionless. Their coupling with the gas is mediated by the ambient magnetic field (Zweibel, 2017). Their interaction with the ISM can be described by a fluid picture that macroscopically describes the energy and momentum exchange between CRs and the thermal component, mediated by the gyroresonant streaming instability.

CRs are charged particles, and therefore gyrate around magnetic field lines as they stream down their pressure gradient. By doing so, they excite Alfvén magnetohydrodynamic waves. These wave-particle interactions result in a momentum and energy transfer from the CRs to the thermal component via the magnetic field. Gyroresonant scattering of CRs on these waves effectively limits their streaming to the Alfvén speed u A , and also leads to spatial diffusion of CRs along the magnetic field lines. In reality, because Alfvén waves experience damping by various mechanisms such as the non-linear Landau damping, or turbulent damping (e.g. [START_REF] Kulsrud | Plasma physics for astrophysics[END_REF]Yan & Lazarian, 2002;Wiener et al., 2013), CR motion will be super-Alfvénic to a degree depending on the damping rate. For a quantatative derivation of macroscopic fluid description from a kinetic description, see [START_REF] Kulsrud | Plasma physics for astrophysics[END_REF]; Zweibel (2017). It is important to note that these wave particle interactions and the actual acceleration of CRs are not self-consistently modeled in our MHD simulations, and that it is rather the resulting fluid picture that is implemented. Namely:

• CRs are described as a fluid represented by one separate energy equation with one single bin of energy. The CR energy enters the total energy equation. Because CRs are relativistic, CR energy and pressure are related by an effective adiabatic index γ = 4/3, • CRs stream along the magnetic field lines and down their pressure gradient at the Alfvén speed, or several times the Alfvén speed to account for the fact that Alfvén waves experience damping, as previously mentioned, • CRs diffuse along the magnetic field lines and down their pressure gradient with a constant diffusion coefficient, • The CR pressure gradient acts on thermal gas, • CR lose energy to hadronic and Coulomb losses, and part of these radiative losses is transferred to the gas (see 2.5.2). Their streaming dissipates energy in the thermal form.

The associated fluid equations are the following: 

∂ρ dt + ∇ • (ρu) = 0, ( 2 
∂e dt + ∇ • (e + P tot )u - B(B • u) 4π + ∇ • F st = ρu • g + Q CR + Q th -Λ rad -Λ CR -∇ • (-κb(b • ∇)e CR ), (2.41) ∂B dt -∇ × (u × B) = 0, (2.42) ∂e CR dt + ∇ • (e CR u) + ∇ • F st = -P CR ∇ • u + Q CR -Λ CR -∇ • (-κb(b • ∇)e CR ) -u st • ∇P CR , (2.43)
where ρ is the density, u is the gas velocity, B the magnetic field. The total energy density includes the kinetic, internal, CR and magnetic energy densities, i.e. e = 0.5ρv2 + e th + e cr + B 2 /8π, where e th is the internal energy; the total pressure includes the magnetic, thermal (P th ) and CR (P CR ) pressures, i.e. P tot = P th + P CR + B 2 /8π, which are related to their energy density by e th = 1/(γ -1)P th and e CR = 1/(γ CR -1)P CR , with γ = 5/3 for a purely monoatomic ideal thermal component and γ CR = 4/3 for a fully relativistic population of CRs; g is the gravitational field; ṗSN is the source term for momentum injection by SNe; Q th is the thermal energy source term and includes UV background heating as well as CR collisional heating due to Coulomb collisions (see 2.5.2); Q CR is the energy source term for CRs from SNe explosions (see 2.5.4); Λ rad is the radiative cooling of the thermal component; Λ CR is the total CR energy loss rate due to Coulomb and hadronic collisions, with a corresponding reinjection to the thermal component included in Q th (see 2.5.2). The CR anisotropic diffusion term -∇ • (-κb(b.∇)e CR ) (where b is the magnetic field unit vector) is solved with the implicit solver of Dubois & Commerçon (2016) (see section 2.5.3). As CRs interact with Alfvén waves, they stream along their own gradient of pressure. This effect is represented by the term F st = f b u st (e CR + P CR ) and the associated cooling (for CRs) and heating (for the thermal component) term -u st .∇P CR , where u st = sign(b • ∇e CR )u A is the CR streaming velocity (u A = B/ √ ρ) is the Alfvén speed. Thus, the streaming is also anisotropic and along the magnetic field lines. f b is the boost factor of the streaming velocity and accounts for the fact that Alfvén waves experience damping, as already mentioned.

Cooling

Just like thermal cooling explained in 2.2.6, the cooling of CRs is performed after each hydrodynamical step, and the cooling rate is given by Guo & Oh (2008). The CR protons interact hadronically with the ambient thermal gas and the associated energy loss rate is given by Γ h = 5.86 × 10 -16 n e cm -3 e CR erg cm -3 erg s -1 cm -3 .

(2.44)

During hadronic collisions, a fraction (1/6) of the inelastic energy is transferred to the gas. The relativistic protons can transfer energy to the gas via Coulomb collisions with the ambient ionized gas, the associated energy loss rate for the CR component -and reinjection into the thermal component -is given by Γ C = 1.65 × 10 -16 n e cm -3 e CR erg cm -3 erg s -1 cm -3 .

(2.45)

The total CR energy loss rate due to Coulomb and hadronic collisions is therefore Γ loss,CR = 7.51 × 10 -16 n e cm -3 e CR erg cm -3 erg s -1 cm -3 .

(2.46)

The energy that is reinjected to the thermal component is the energy lost by the CR due to Coulomb collisions and 1/6 of the energy lost during hadronic collisions: Γ heat,gas = 2.63 × 10 -16 n e cm -3 e CR erg cm -3 erg s -1 cm -3

(2.47)

Implicit scheme for the of cosmic ray diffusion and streaming

The numerical stability criterion for an explicit scheme (see below for the difference between implicit and explicit schemes) of a diffusion process is 2 : ∆t ≤ ∆x 2 /2D, (2.48) where D is the diffusion coefficient. In our chapter 5, we perform isolated simulations of dwarf galaxies at a 9 pc resolution, with D = 3 × 10 27 -1 × 10 29 cm 2 s -1 , which means that ∆t = 200 -8000 yr. The pure hydrodynamical CFL condition (see equation (2.16)) is ∆t ≤ ∆x/(u + c s ) where u is the gas velocity and c s the sound speed. If u + c s = 10 -1000 km s -1 , ∆t = 8000 -800000 yr . Moreover, since the stability criterion does not scale linearly with the resolution, the extra cost when adding CRs increases with resolution. Dubois & Commerçon (2016) introduced the first implementation of an implicit solver for anisotropic diffusion on adaptive mesh refinement with adaptive time-stepping. As opposed to explicit methods introduced so far -which calculate the state of a system at later times from the state of the system at the current time -implicit methods find a solution by solving an equation involving both the current state of the system and the later one. Implicit solvers do not need to meet the time step constraint and can solve for a later state with any time-step. However, solving the equation requires an extra computation, which might be computationally expensive even if the time step of the simulation is less reduced than with an explicit method. In Ramses, the diffusion step is performed after the MHD step and the implicit CR-diffusion step is solved over one MHD time-step.

As for the streaming, one sees that it corresponds to a diffusion term with a spatially and temporally variable diffusion coefficient, for which the implicit solver is also used (Dubois et al., 2019a):

∇ • F st = ∇ • - (e CR + P CR |B|) |b| • ∇e CR √ 4πρ b(b • ∇e CR ) (2.49)

Cosmic ray energy injection by supernovae

Observations of local SN remnants suggest that of the order of 10% of the explosion energy is converted to CRs (Morlino & Caprioli, 2012;Helder et al., 2013). In our simulations, at each SN explosion, a fraction 0.1 of the total energy is released in the form of CR energy in the cell hosting the SN. For the energy associated to the thermal component (0.9E SN ), we use the mechanical feedback prescription detailed in Kimm & Cen (2014) and Kimm et al. (2015).

As described in 2.3, in this method, the momentum is deposited into the neighboring cells of an SN hosting cell, with the magnitude adaptively depending on whether the adiabatic phase of the SN remnant is captured within it these cells, or whether the momentum-conserving phase is expected to have already developed. If the energy-conserving phase is resolved, the momentum is given by energy conservation, while if it is unresolved, the final momentum, which depends via the cooling efficiency on the density and metallicity, is given by theoretical works (Blondin et al., 1998;[START_REF] Thorne | Black holes and time warps: Einstein's outrageous legacy[END_REF]. We inject the CR energy in the cell hosting the SN and neighboring cells using the same relative weights as for the mass and momentum to determine the CR energy assigned to each neighbor.

Limitations

There are physical and numerical limitations to our implementation of CR injection and transport.

Numerically, in the implicit diffusion solver (Dubois & Commerçon, 2016), the computation of the flux at a cell interface includes a transverse gradient of CR energy density, and therefore it is not guaranteed that the flux flows from the high temperature cell to the low temperature cell. Thus, the temperature can become negative, and has to be readjusted. In our simulations in chapter 5, this translates into a spurious CR energy injection upon SN explosions, that depends on the diffusion coefficient: namely at each SN explosion, an additional 3%, 7%, 12%, 15% of CR energy is injected (relative to the CR energy injected) for diffusion coefficients of respectively 3 × 10 27 cm 2 s -1 , 1 × 10 28 cm 2 s -1 , 3 × 10 28 cm 2 s -1 , 1 × 10 29 cm 2 s -1 .

We also point out that the adopted CR physics model is considerably idealized given that we consider a single energy bin, uniform energy losses and diffusion coefficient. However, in reality the diffusion coefficient and the amount of energy losses through hadronic and Coulomb losses depend on the considered CR energy. Conversely, the CR spectrum represents a crucial observable that one can use in order to constrain wind models (Recchia et al., 2017).

One other possible way of improvement is that CR injection could affect the SNR evolution itself and change the subgrid prescription for mechanical feedback: as a relativistic fluid (γ CR = 4/3), CRs suffer less adiabatic loss than the thermal gas, so that at late times they dominate thermal pressure. Most importantly, the CR energy has longer cooling time scales than the internal energy, and is not radiated away during the snowplow phase, but rather continues to support SNRs expansion (Diesing & Caprioli, 2018). In future work, one could investigate how the momentum deposition of SNRs is affected by the presence of CR.

Finally, the injection of CRs at shocks would be a more realistic injection and lead to a more self-consistent treatment of SNR evolution. It would also be useful for future cosmological simulations using this module since CRs can also be injected at accretion shocks. It has recently been implemented by Yohan Dubois (Dubois et al., 2019a). 

Introduction

As explained in chapter 1, in the cold DM cosmological model, larger structures form through successive mergers. Therefore, dwarf galaxies are potentially left over buildings blocks of galaxies and provide a test bed for the cold DM model, as the smallest probes of cosmological structure formation. The ΛCDM model has proven successful at reproducing the large scale Universe, however, disparities exist between the theory and observations on small scales (see section 1.5.2): the model predicts too many small galaxies (the missing satellite problem, Moore et al. 1999b), cuspy DM profiles that are not convincingly observed (cusp-core problem, [START_REF] Oh | [END_REF]Oh et al., , 2015)), and the most massive dwarfs predicted by ΛCDM simulations are rarely observed (the Too big to fail problem, Boylan-Kolchin et al. 2011a). Silk (2017) has argued that AGN feedback could potentially provide a unified answer to dwarf galaxy issues with ΛCDM. Baryonic feedback, especially from SNe, is a currently controversial solution to all these difficulties (see section 1.4.5.1). Ram pressure stripping, tidal stripping, and harassment, are additional mechanisms that should occur in the group environment. It is, however, still unclear how exactly these mechanisms combine and shape the low mass end of the galaxy luminosity function: the role of SN feedback is also uncertain (see section 3.1.2). So is the role of environmental effects, since for instance the too big to fail problem seems to extend to regions where environmental effects should be small (see section 1.5.2).

This chapter is based on the published paper AGN feedback in dwarf galaxies? (Dashyan et al., 2018). In this work, we explore the possibility of AGN feedback from massive BHs in dwarf galaxies. We compute the critical halo mass for gas expulsion out of the DM halo by the AGN outflow, following the example of Dekel & Silk (1986a) for SNe. We examine how that critical mass depends on parameters such as the slope of the M BH -σ relation or the Eddington ratio, using standard scaling relations and a spherical model. This allows us to compare the roles of SNe and AGN in expelling the gas. We consider the competition between gas retention from the gravitational force of the halo and gas expulsion by the AGN and SNe, using the equation of motion and self-consistently solving for the cooling. This is a different approach from the one yielding a high mass break (Bower et al., 2006;Croton et al., 2006), which involves the role of AGN in suppressing cooling flows onto massive galaxies, thereby modifying the bright end of the galaxy luminosity function. We find that a critical halo mass exists below which AGN feedback can remove gas from the halo and that the critical halo mass for AGN is greater than the equivalent for SNe in a significant part of the parameter space. We also compute the minimum BH mass required for AGN feedback to dominate over SNe.

In section 3.1.1, we give the context of this work in terms of BH population and describe the census of AGN detections in low mass systems prior to this work. In 3.1.2, we describe the current understanding of the dominant feedback mechanism in dwarf galaxies. In section 3.2, we describe our model for the wind and how it scales with respect to halo mass. We detail our results in section 3.3, we compute the critical conditions and discuss their dependence on the parameters as well as the effect of cooling. We summarize and discuss the results in section 3.4. In section 3.5, we summarize observational and numerical works subsequent to this work.

Dwarf galaxies with massive BH or AGN signatures prior to this work

In this section we briefly review the current census of AGN activity and BHs and in low mass systems. A few detections of BHs and upper limits have been obtained in some nearby dwarf galaxies using dynamical methods (see section 1.4.4), but the gravitational sphere of influence cannot be resolved for low mass BH in dwarf galaxies beyond the LG: for reference, a BH weighing 10 5 M will have a gravitational sphere of influence of ∼ 1pc. Therefore, in order to find more BHs in dwarf galaxies, observers need to look for shiny AGN in more distant dwarf galaxies. But these AGN are challenging to find, because they are powered by smaller and less luminous BHs, and therefore, observers have to lower their threshold for what might be an AGN, and account for possible contamination by star formation-related emission or dust obscuration. Caution is therefore needed, and multi-wavelength studies are often carried out (see Reines & Comastri, 2016, for a review).

The first dwarf galaxies identified to contain an AGN were NGC 4395 (Filippenko & Sargent, 1989) and POX 52 (Kunth et al., 1987). Reines et al. (2011) first detected an accreting BH in a nearby star-forming dwarf galaxy (see Figure 1.4), based on spatially coincident radio and X-ray emission. Reines et al. (2013) performed the first systematic search for AGN in dwarf galaxies. They analyzed the spectra of about 25000 nearby (z < 0.055) dwarf galaxies in the SDSS with stellar masses above 3 × 10 9 M (which is the stellar mass of the Large Magellanic Cloud) and identified 136 AGN candidates with narrow-emission line ratios indicative of photoionization at least partly due to an AGN. Using broad Hα emission -which traces gas orbiting in a deep potential well -they could infer kinematically the mass of some of the BHs: the width of the broadline gives the orbital velocity and the mass of the BH is computed following and M BH ∝ RV 2 /G where the AGN luminosity is used as a proxy for the radius R of the broad line region. This work is therefore indicative of an BH occupation fraction of ∼ 0.5% in dwarf galaxies. Pardo et al. (2016) searched for X-ray emission in dwarf galaxies out to z ∼ 1, identifying 10 systems (out of a sample of 605) with X-ray emission consistent with an AGN, which indicates an AGN fraction of ∼ 1% for their sample of dwarf galaxies. Mezcua et al. (2016) carried out a stacking analysis of 50 000 dwarf starburst galaxies in the COSMOS field out to z = 1.5 and divide the redshift range into five redshift bins: even after removing the contribution from other X-ray sources such as hot gas, they find an X-ray excess in the five redshift bins that can be explained by nuclear accreting BHs. Chen et al. (2017) found 10 AGN in low-mass galaxies from the NuSTAR survey.

Overall, although these studies are hard to turn to a precise AGN occupation fraction in the local Universe, they tend to point to an AGN occupation fraction of ∼ 1% in the local Universe, but since BHs are not always active, this suggests a higher occupation fraction for BHs, and Miller et al. (2015) found that the local BH occupation fraction in galaxies with stellar masses less than 10 10 M has to be above 20% (at 95% confidence), and that full occupation cannot be excluded.

At higher redshift, however, there are much less constraints. At the highest redshifts, z > 6, several tens of luminous quasars have been detected (e.g. Wu et al., 2015). Given the stellar mass of high redshift low mass galaxies, if one assumes that total stellar mass is a good approximation for bulge mass, and following the BH/bulge mass relation (see 1.4.4), these galaxies should host BH of masses greater than 10 6 M . But such BH have not robustly been detected in searches for point sources in deep X-ray fields (Reines & Comastri, 2016). Reines & Volonteri (2015) found that the relation between BH mass and total stellar mass for moderate luminosity local AGN, predominantly hosted by lower-mass galaxies, has a normalization that is approximately an order of magnitude lower than BH-bulge mass relations largely constrained at high mass (namely M BH = 10 -4 M bulge versus M BH = 10 -3 M bulge ). Volonteri & Reines (2016) find that given the extrapolation of this local relation, one can explain the current non-detection of moderate-luminosity AGN. As already mentioned, at high redshifts, the properties of low-mass galaxies can also complicate the detection of low-mass BHs: gas and dust can obscure and absorb the emission, and on-going star formation can contaminate optical, infrared and UV diagnostics (Greene, 2012).

Can AGN steal the show from supernovae in dwarf galaxy evolution?

SNe feedback remains the commonly accepted dominant feedback mechanism in low mass halos (e.g. Dekel & Silk 1986b). However, it has now become uncertain that SN feedback alone can provide enough feedback to reduce star formation and drive galactic winds. For instance, using a clumpy (fractal) modelling of the ISM1 , Bland-Hawthorn et al. (2015) show that DM halos as small as 10 7 M can retain gas after SN explosions, suggesting that SNe might fail in the multiphase ISM. They also find that only SNe near the center of a galaxy have a significant impact on its gas content; most of the energy from SNe that explode in the outskirts is lost to the IGM. The problem is that numerical and resolution limitations are hard to disentangle from possible shortcomings or incompleteness of our physical understanding, since SN feedback is partly implemented in terms of subgrid physics in numerical simulations (see section 2.3), which prevents to capture its exact nature and extent. Ideally, one would like to directly simulate the physics without tuning the parameters to observables, and rather use observations as powerful discriminants for theories. Recent work argues for the need for ISM physics beyond SN feedback alone to suppress star formation and generate outflows (Rosdahl et al., 2017), and hints to the fact that either our resolution is too low to hope for physically motivated models for SN feedback, or that feedback mechanisms other than SNe are important. Attention has therefore turned to other processes such as stellar radiation (Emerick et al., 2018), or the momentum transferred from resonantly scattered Lyman-α photons (Kimm et al., 2018). In chapter 5, that uses RAMSES (Teyssier, 2002), we try to understand the impact of CR injection by SNe on the ISM, amount of star formation, and wind driving in dwarf galaxies.

As explained in section 1.4.5.2, AGN feedback is thought to play a predominant role in the quenching of high mass galaxies (e.g. Dubois et al. 2013). The impact of AGN feedback in dwarf galaxies has been suggested by Silk (2017) and is an issue of debate since most numerical simulations suggest that SN feedback hampers BH growth and thus AGN feedback in low-mass galaxies (e.g. Dubois et al. 2015a;Habouzit et al. 2017;Anglés-Alcázar et al. 2017;Bower et al. 2017). However, again, BH growth and feedback is also implemented in subgrid physics (see section 2.3). Moreover, observational work subsequent to this work reports evidence that AGN feedback in dwarf galaxies (see 3.5).

Our model

In this section, we define and derive the quantities and equations relevant to assess the capacity of AGN at driving outflows in dwarf galaxies.

Scaling relations

For a given halo mass M halo , the parameter space to be explored consists of: the redshift, the BH mass, the Eddington ratio of the AGN, the fraction of mass in gas, the gas and DM density profiles, the velocity of the inner wind, and the lifetime of the AGN. We investigate AGN feedback in early dwarf evolution, and therefore the relevant redshift is the typical redshift of halo formation, when the typical density fluctuation corresponds to a halo mass that satisfies σ(M halo , z) = 1. We use a fitting function for σ(M halo , z) (app. A of van den Bosch 2002). Therefore, the physical quantities associated to M halo are computed at z(M halo ), and varying M halo means varying the redshift. For a given halo mass, the virial radius R vir and velocity V vir are uniquely defined

z = z(M halo ) , (3.1a) M halo = 4π 3 ∆ c (z)ρ c E 2 (z)R 3 vir , (3.1b) V vir = GM halo R vir , (3.1c)
where G is the gravitational constant, ρ c is the critical density of the Universe2 , and ∆ c (z) is the density contrast relative to critical, taken from Bryan & Norman (1998), and E 2 (z) = [H(z)/H 0 ] 23 . We use a constant gas fraction

M g = f g M halo , ( 3.2) 
where f g = Ω b /Ω m 0.17, where Ω b and Ω m are the baryon and matter density parameters.

The DM and gas both follow the NFW profile of Navarro et al. (1996) ρ

DM (r) = ρ 0 r/R s (1 + r/R s ) 2 ,
(3.3a)

ρ g = f g 1 -f g ρ DM , (3.3b)
where R s ≈ R vir /c(M halo , z), and c(M halo , z) is the NFW concentration given by Dutton & Macciò (2014). The escape velocity at the virial radius is

V esc = V vir 2 log (1 + c)/(log (1 + c) -c/(1 + c)) (3.4) 78 
3.2. Our model (Cole & Lacey, 1996). Using an M BH -σ type relation for the BH, we estimate the BH mass

M BH = Aσ α , (3.5)
where the velocity dispersion σ 0.7V vir for NFW models (Lokas & Mamon, 2001). We vary α between 3.5 and 5, and for each α we fit the normalization A to the observational data of Ferrarese & Merritt (2000), Gebhardt et al. (2000a), Tremaine et al. (2002), Gültekin et al. (2009), and Kormendy & Ho (2013). The mechanical luminosity of the BH is a function of the velocity of the AGN inner wind v w , the luminosity of the AGN L AGN , given itself by the Eddington ratio χ and the Eddington luminosity,

L m = Ṁout v 2 w 2 = v w 2c L AGN = v w 2c χL Eddington = v w 2c χ 4πGcM BH m p σ T , (3.6)
where m p is the proton mass and σ T the Thomson cross section. Equation (3.6) assumes that the outflow momentum flux Ṁout v w is comparable to that in the emitted radiation field, L AGN /c. We assume v w = 0.1c, where c is the speed of light, following observations (Tombesi et al., 2010;Gofford et al., 2013;King & Pounds, 2015). Finally, we define t AGN as the lifetime of the AGN, i.e the time during which the BH is active.

Structure of the outflow

A schematic view of the outflow structure is shown in Fig. 3.1. The outflow from the AGN impacts the ISM of the host galaxy, producing an inner reverse shock at R sw slowing the wind, and an outer forward shock accelerating the swept up gas at R shell . A contact discontinuity separates the hot shocked wind and the shocked ISM at R d . The shocked wind is much hotter than the shocked ISM. Therefore, the cooling of the shocked ISM has no substantial impact on the propagation. Hence, we assume, as Faucher-Giguère & Quataert (2012) that the shocked ISM is collapsed into a thin shell and define R ≡ R d ≈ R shell . Moreover, the sound crossing time in the shocked wind is smaller than the age of the outflow and the entire region is at uniform pressure (Weaver et al., 1977).

Equation of propagation

Energy-driven

The propagation is called energy-driven when no energy is lost to radiation and the energy is thereby conserved. In that case, the motion of the shell is driven by the internal energy of the shocked wind that expands adiabatically. Following an approach similar to Weaver et al. (1977) and Koo & McKee (1990), the set of equations giving the radius of the shell and the internal energy of the gas is

d dt (M shell (R) ṘR) = 2E th + M shell Ṙ2 + E grav,t , E in + E grav,0 = E th + 1 2 M shell Ṙ2 + E grav,t , (3.7)
where M shell is the mass of the gas engulfed by the blast wave at R, E in (t) = L m ×min(t, t AGN ) is the total injected energy; E grav,0 is the gravitational energy that the swept up gas would have had in the absence of the blast wave; E grav,t is the gravitational energy of the gas shell, under the gravity of the total mass engulfed by the blast wave. the generalized virial theorem, applied to the gas engulfed by the blast wave, assuming that most of the mass is carried by the shell of shocked ISM. The second equation simply states the conservation of energy since the propagation is adiabatic: all the input energy (E in ) and the initial gravitational energy (E grav,0 ) at a given time during propagation go to: (1) the internal energy of the shocked wind (E th ), ( 2) the kinetic energy of the shell ( 1 2 M shell Ṙ2 ) of the blast wave, (3) the current gravitational energy of the gas shell under the gravity of the total mass engulfed by the blast wave (E grav,t ).

Momentum-driven

The nature of the outflow depends on that of the reverse shock between the wind and the shocked wind, which in turn depends on the cooling: if the cooling is efficient, the shocked wind loses its thermal energy and compresses into a thin shell. The outflow is called momentum-driven because the shock is accelerated by the momentum input per unit time L AGN /c and no longer by the adiabatic expansion of the shocked wind. The equation of propagation is

d dt M shell (R) Ṙ = L AGN c - GM shell (R) [M DM (< R) + M BH ] R 2 , (3.8)
where M shell (R) Ṙ is the momentum of the shell, and L AGN /c is the momentum input from the photons per unit time. In the momentum-driven regime, the outflow is much less powerful than in the energy-driven regime: for an BH near the M BH -σ relation, only a fraction ∼ σ/c of the mechanical luminosity is transferred to the ISM (King & Pounds 2015).

Results

Results

Energetics

The combined action of many SNe leads to the development of an expanding superbubble capable of sweeping up the ISM (Kim et al., 2017). In this section and in section 3.3.2.2 we compare the effects of AGN and SNe as a function of the halo mass, varying relevant parameters such as the Eddington ratio, the lifetime of the AGN. The star formation rate can be approximated as M SF /t SF where M SF M g (< R vir /10) is the gas mass available for star formation and t SF is the gas depletion time in the ISM with a redshift dependence t SF = 1.26 (1 + z) -0.34 Gyr , (3.9) observed by Genzel et al. (2015, their table 3). The total luminosity is

L SN = E SN M SF ν/t SF , (3.10)
where ν is the number of SNe per mass of forming stars. For a Kroupa initial mass function (Kroupa, 2001), ν = 1/150M . However, only a fraction w ∼ 1 -10% of L SN contributes to drive an outflow (Dubois & Teyssier, 2008b). We compare the input wind luminosities from AGN (L m,AGN ) and SNe (L m,SN ) through the ratio R = L m,AGN /L m,SN . Fig. 3.2 shows that R increases with halo mass. Therefore, a halo mass exists above which the mechanical luminosity of AGN is higher than the mechanical luminosity from SNe, and this mass depends on χ, w and α. R increases with χ and decreases with α and w . In Section 3.3.2.2, we also take into account the momentum injection by SNe, following Kim & Ostriker (2015).

In this work, the AGN mass is uniquely defined by the halo mass and the exponent in the M BH -σ relation. By releasing that constraint, one can compute the minimum BH mass required to energetically dominate SNe. We find log M BH,crit M 2.8 + 1.1 log M halo 10 9 M + log w χ .

(3.11) However, this energetic approach is only first order because the energy can be lost through cooling processes. Therefore, it is important to use a self-consistent treatment of the cooling and to compute the propagation of the shell (see section 3.3.2.1). Coupling between SNe and AGN as well as geometry effects are other limitations to this simple approach, that are not addressed in this work.

Using the equation of motion

The critical condition for gas removal is that the velocity V shell of the shell of swept up ISM is above the escape velocity when it reaches the virial radius. For both SNe and AGN, the scaling relations are such that this critical condition defines two mass regions on both sides of the critical halo mass: for halo masses below (respectively above) the critical halo mass, gas removal by the outflow is possible (impossible). We numerically integrate the equations of motion and compute the critical halo mass as the greatest for which the shell velocity exceeds the escape velocity at the virial radius. For AGN and SNe driven shells, we use the corresponding luminosity to compute the velocity of the shell, until it reaches the virial radius or stalls. For SNe, we update the luminosity at each time step by updating the available gas mass: we remove the amount of gas that has gone to star formation from the total available gas mass.
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Cooling

If the cooling timescale is shorter than the flow time, R shell /V shell , the cooling is efficient and the outflow is momentum driven, otherwise, it is energy-driven. We include cooling processes in our model when integrating the equation of motion of the blast wave, and choose between momentum-and energy-driven accordingly. The dominant process for the cooling of the shocked wind is Compton cooling: the electrons of the shocked wind lose energy to photons via the inverse Compton effect (Ciotti & Ostriker 1997, Hartwig et al. 2018). The Compton cooling time is given by

t C = 3m e c 8πσ T U rad m e c 2 E , (3.12)
where m e is the mass of an electron, E = 9m p v 2 w /16 is the energy of an electron in the shocked wind, and U rad = L AGN /(4πR 2 sw c) is the radiation density in the wind. At the beginning of the outflow, close to the BH, the radiation field is intense enough to cool the shocked wind: the outflow starts momentum driven, and t C ∝ R 2 . Integrating equation (3.8), the flow time in the momentum-driven regime follows t flow ∝ R 2+s/2 , where s < -1 is the local slope of the NFW profile. Comparing the scaling of t C (R) and t flow (R), one sees that while gravity is negligible and as long as the AGN shines, a radius of transition to an energy-driven expansion exists. We show the propagation for four pairs (χ, t AGN ). The critical halo mass is the greatest for which gas removal is possible, i.e. V shell (R vir ) > V esc (R vir ).

Results

To compute the effect of other cooling mechanisms, we use the Sutherland & Dopita (1993a) cooling function approximated in polynomial form by Tozzi & Norman (2001). We find that subsequent radiative cooling becomes important only once the shell has slowed down to velocities much lower than the escape velocity and therefore has a negligible influence on the fate of the swept up gas (see also Hartwig et al. 2018). Fig. 3.3 displays the propagation for different (χ, t AGN ) pairs. The critical mass is the halo mass (1) below which the shell velocity is above the escape velocity at the virial radius, (2) above which the shell slows down before reaching the virial radius because of the inertia of the swept up gas, gravity and/or cooling. The transition from the initial momentum-to energy-driven is visible in the upper-right panel: it corresponds to the abrupt early rise of the velocity of the bottom curve. For each panel, one can see a break in the velocity curve (e.g. at t = t AGN = 1 Myr in the upper-right panel), when the AGN stops shining. The smooth reacceleration of the shell, visible in the top curve of the lower-right panel, is due to the increasingly steeper slope of the NFW profile: beyond the scale radius, the gas is so tenuous that the shell can reaccelerate. Note that we do not consider two-temperature effects (Faucher-Giguère & Quataert, 2012), which increases the Compton cooling time and thus leads to an earlier transition to adiabatic expansion, and therefore enhances gas ejection. In panel (a) of Fig. 3.4, one sees that the contour plots for low halo masses follow straight lines with a slope of -1. This occurs because the outflow is mostly energy-driven for masses below the critical halo mass: what mostly counts is the input energy, i.e. L m t AGN , which is constant along lines of slope -1. However, the critical halo mass does not depend on t AGN above a certain value of t AGN . The reason is that the energy needs to be applied on a timescale shorter than the free-fall time of the galaxy in order to overcome gravity. Regarding the comparison with SN feedback: given a halo mass, and a value of w , the SN luminosity is uniquely defined, which means that for parameters along the contours where M crit,SN = M crit,AGN , the luminosity for SNe is uniform (e.g. L SN = 3 × 10 40 erg, for w = 1), whereas the AGN kinetic luminosity varies, and yet the critical mass is the same. The reason is that we turn off the AGN after t AGN , but do not turn off SN kinetic power. Therefore, input energy and kinetic luminosities are good first order approaches but one has to consider the timescales during which the energies are applied.

Results

Critical mass for gas removal: parameter study

In panel (b), one sees that the contour plots are closer for higher values of α, which means that the dependence of the critical halo mass as a function of t AGN at fixed α is steeper for higher values of α. The reason is that the ratio E input /E grav , which quantifies to first order the effect of the AGN on the galaxy, is a shallower function of M halo for higher values of α, for which the value of the critical halo mass is more sensitive to the normalization of that ratio, and thus to t AGN . Note that when computing the expansion of the SN wind, we do not consider the cooling of the hot interior of the bubble, which, if significant, should lower the critical halo mass for SNe and thus widen the subspace of AGN predominance.

Minimum black hole mass that makes the AGN compete with supernovae

In the manner of equation (3.11), we can release the constraint on the BH mass given by the M BH -σ relation and compute, using the equations of motions, the critical BH mass above which AGN feedback is stronger than SN feedback. mass above which the AGN-driven shell is pushed further in the ISM than the SN-driven shell, as a function of the halo mass, for a given set of parameters (t AGN , w , χ). One sees that the scalings found energetically in equation (3.11) and by solving the equation of motion of the shell are similar. We retrieve the linear dependence of the critical BH mass on w /χ, computed energetically in equation (3.11). However, in the upper panel, the influence of the duration of the AGN can be seen with the sharp rise in the critical BH-to-halo-mass relation, which does not appear in equation (3.11). This rise, for t AGN = 10 5 yr and t AGN = 10 6 yr, comes from the fact that the transition to an energy-driven propagation occurs later for higher BH masses, and, hence, that transition never occurs for short t AGN and high BH masses.

Summary and discussion

In this work, we investigated the possibility of AGN feedback in dwarf galaxies. Assuming scaling relations between the relevant physical quantities, we obtained a critical halo mass below which gas removal by the AGN is possible. In a broad part of the parameter space, AGN feedback is more efficient than SN feedback at driving outflows in the low mass-end. This suggests that AGN could succeed where SNe might fail, such as in the most massive dwarf galaxies. We argue that AGN could potentially have played a significant role in gas ejection in early dwarf evolution.

In our definition, AGN feedback is efficient when the AGN-driven shell escapes the virial radius of the galaxy. This does not mean that AGN feedback is not efficient at regulating star formation in massive halos, just that there are no escaping winds. In particular, we do not include the effect of AGN feedback on the accretion of cooling flows. Moreover, in high redshift small mass disc galaxies, the effect of AGN should be smaller than in our 1D model because the outflow can escape in the perpendicular direction as analyzed by Hartwig et al. (2018). Besides, our work does not address the interplay between SN and AGN feedback: efficient SN feedback can prevent the accumulation of dense cold gas and starve the BH (Dubois et al., 2015b). A full treatment of this phenomenon would constrain the explorable parameter space for the BH and minimize the predominance of AGN. A complete treatment would also include a multiphase ISM, which, when taken into consideration, reduces the feedback efficiency for both AGN (Costa et al., 2014) and SNe (Bland-Hawthorn et al., 2015). AGN can also trigger star formation as proposed theoretically (Silk & Norman, 2009;Gaibler et al., 2012) and seen observationally (Maiolino et al., 2017). More realistic simulations, including much of this additional physics, are needed before we can fully understand the role of AGN feedback in the multiphase ISM of initially gas-rich dwarf galaxies.

Subsequent observational and numerical works

Observations of accreting BH continued and inspired more theoretical works of BH growth and feedback in low mass systems. Baldassare et al. (2018) found an additional sample of 35 AGN using optical variability. Penny et al. (2018) found a set of quiescent low mass galaxies in group environments with both AGN-like BPT line ratios and disturbed gas kinematics, suggesting AGN-driven outflows. Bradford et al. (2018) studied the HI gas masses of isolated low-mass galaxies with BPTidentified AGN and found two populations; composite4 galaxies with gas content in line with non AGN galaxies and gas-depleted galaxies with stronger AGN signatures. These galaxies are further than 1.5 Mpc from any massive galaxy, ruling out environmental processes (see section 1.4.5.5) as a source of the gas-depletion. They suggest that either AGN feedback or shocks from extremely bursty star formation cause the emission lines and have destroyed or otherwise consumed the cold gas.

Observational reports

Conversely, using a sample of sample of 127 low-mass galaxies drawn from the SDSS, Martín- Navarro & Mezcua (2018) find a loose coupling between star formation history and BH mass: they argue that AGN activity does not dominate baryonic cooling in low-mass galaxies. They also find that a break in the M BH -σ relation that marks a transitional stellar mass, M trans = 3.4 ± 2.1 × 10 10 M . Their results favor a bi-modal star formation process where the SN-dominated feedback of high-mass galaxies transitions towards a SN-driven regime in low-mass systems. Dickey et al. (2019) studied a sample of 20 quiescent low mass galaxies (stellar masses of 10 9.0-9.5 M ) and found that 16 out of 20 host central AGN-like line ratios and find a tight correlation between the presence of elevated AGN-like line ratios and the age of stellar populations (see Figure 3.6). Recently, Manzano- King et al. (2019) report the first direct detection and velocity measurements of AGN-driven outflows in the lower mass regime. Using a sample of 50 nearby isolated dwarf galaxies, they found 13 that show galaxy wide winds; 9 of these 13 are classified as AGN hosts according to their narrow line flux ratios (see Figure 3.7). Of the 9 AGN, 6 have outflow line flux ratios that exceed the theoretical maximum ionization possible with star formation alone. They measure outflow velocities of 375 -1090 km s -1 , sufficient to escape their DM halos.

Numerical insight

Recent numerical work using isolated simulations of a gas rich dwarf galaxy with a total mass of 10 11 M , by Koudmani et al. (2019), suggests that AGN feedback in dwarf galaxies is unlikely to directly regulate their global SFR -although they can suppress it by a factor of five for the highest luminosity thermal AGN feedback model -, but could enhance outflows provided there is also strong SN feedback present, leading to a hundred times higher velocities and temperature outflows. See Figures 3.8 and 3.9, which show that AGN feedback is effective in enhancing outflows and reducing SFR only when SN feedback is efficient. Besides, they find similar kinematic signatures as in observed dwarf galaxies hosting an AGN from Penny et al. (2018) that I mentioned before, which further supports the indication that this kinematic signature is AGN-driven. However, their simulations do not include a self-consistent treatment of BH accretion, since they let the AGN accrete at a fixed fraction of the Eddington rate: this approach is justified -first because it allows them to explore a wide range of parameters and find an upper limit for the effect of AGN feedback, second because the currently widely 2019). The authors compute dBPT which is a measure for as a measure of AGN activity within the galaxies. In this figure, they show dBPT as a function of Dn4000 -a proxy for stellar age, with large values of Dn4000 indicating an evolved stellar population for isolated low-mass galaxies in their sample (ESI, colors). Large dBPT distances indicate stronger ionizing radiation signatures, while dBPT = 0 indicates a galaxy is on the median star-forming sequence. The BPT-position of the central 100 in a galaxy is tightly correlated with the age of the galaxy. They conclude that the relative dominance of AGN is correlated with the age of stellar populations in their sample of low-mass isolated galaxies. The gray area shows low-mass galaxies in SDSS: the authors point out that only 5 quiescent galaxies were identified as AGN-like in SDSS due to lower spatial resolution and signal-to-noise. Each galaxy is classified based on its position of the outflow component in the AGN, composite, or star forming regions as indicated in the figure. The right panel shows the U-R magnitude, which is a proxy for stellar age: the higher the U-R magnitude the older the stellar population. The placement of the AGN-driven outflows is suggestive of ongoing star formation suppression due to the influence of the AGN. However, it is important to note that an alternative explanation for this observed trend is that their optically selected sample of AGN are more easily detected in galaxies with lower star formation rates. Koudmani et al. (2019). The models have either no feedback at all, either only SN feedback, or SN and AGN feedback. The runs with the suffix "Low" are runs with a ten times lower SN feedback efficiency, the runs with "Th" are runs with isotropic thermal energy deposition for AGN feedback, 10% or 100% Eddington. The run with "Bi" is a run where AGN feedback is performed at Eddington but with an energy injection restricted to a bipolar cone and with additional mass-loading. The inset shows the ratio between the AGN and SN only runs. The left panel shows the star formation rate for the low SN feedback, and the right panel for ten times stronger SN feedback. All AGN outflow models affect the SFR at late times. The high-luminosity, thermal run ('SN+AGNTh100') is the most effective, suppressing the SFR by approximately a factor of five for t > 200 Myr. adopted Bondi accretion model (see section 2.3) does not have observational support and might be too limiting for the growth of IMBH due to its quadratic dependence on BH mass.

Other cosmological simulations of a small-sized box to probe dwarf galaxies at high resdhifts (∼ 2 Mpc at z = 0) and considering AGN feedback in high-redshift dwarf galaxies indicate that BHs can provide a significant amount of feedback, able to effectively quench star formation (Barai et al., 2018, see Figure 3.10). On the contrary, Trebitsch et al. (2018) find that even in the most extreme BH growth scenario, AGN feedback is negligible in comparison to ionizing radiation from stars, in accordance with previous work showing that SN feedback stunts BH growth and quenches AGN feedback (Dubois et al., 2015a;Habouzit et al., 2017;Anglés-Alcázar et al., 2017). Zubovas (2019) investigated the possibility that tidal disruptions of stars are responsible for the observed AGN in dwarf galaxies (rather than gas feeding, since as previously mentioned BH growth is found to be inefficient due to SN feedback in most numerical simulations), and shows that the expected AGN occupation fraction in his model (f AGN ≤ 0.5%), is consistent with observed AGN fractions assuming that the BH occupation fraction in dwarf galaxies is close to unity.

Regarding the efficiency of SN feedback, Smith et al. (2018a) argue for the need for other feedback processes: they perform cosmological zoom-in simulations and find that in their SN-only simulations of high-redshift dwarf galaxies, significant amounts of dense gas accumulate in the galaxy center, resulting in excessive stellar masses, extremely compact sizes and central super-solar stellar metallicities. 2019) and shows the mass loading factor (SFR/ Ṁout , where Ṁout is the outflow rate at various heights H from the midplane) for the same runs as described in Figure 3.8. When SN feedback is efficient, AGN feedback is efficient at increasing the mass loading factor by a factor of a few. Barai et al. (2018). In the various runs, the authors vary the BH seed mass and the minimum halo (the first number in the name translates the logarithm of the seed mass), the mass for BH seeding (the second number, e.g. "1e6"), and the wind kick velocity of the AGN feedback (2000km.s -1 for v2, 5000km.s -1 for v5, 10000km.s -1 for v10). The left panel shows the BH mass for the most massive BH in each simulation: in some of the runs, they grows to become a massive BH. The right panel shows the cosmic star formation rate density: find that BH accretion and feedback causes a quenching at cosmic epochs z < 9.

Conclusion

In the context of the growing number of reports of candidate AGN in nearby dwarf galaxies, our work suggested that AGN-driven outflows can affect the evolution of dwarf galaxies. We showed that the capacity of AGN to drive outflows is greater than that of SNe in a borad part of the parameter space. Several observations, including the very recent first direct detection and measurement of AGN impact on the large scale kinematics and gas content in dwarf galaxies (Manzano-King et al., 2019) support the possibility of AGN-driven outflows in dwarf galaxies. In the meantime, numerically, most simulators find that SN feedback stunts BH growth in low mass systems, but others find significant growth (Barai et al., 2018), supported by the observations that there are at least some AGN in dwarfs accreting efficiently: this suggests that replicating the observations in numerical simulations calls for a more elaborate accretion scheme than the currently widely adopted Bondi model5 . Besides, it would be interesting to push the work of Koudmani et al. (2019) one step further and perform zoom-in cosmological simulations in order to capture gas inflows (still keeping a fixed BH accretion rate), and cosmological evolution. On the other hand, the numerical investigation as to the ability of SNe to explain dwarf galaxy evolution must also continue. Our chapter 5 continues the investigation as to the strength of SN feedback, and studies SN feedback in dwarf galaxies when it is complemented by CR injection. Future observations are also promising. [START_REF] Reines | American Astronomical Society Meeting Abstracts #233[END_REF] present the first large-scale radio search for massive BHs in dwarf galaxies using high-resolution observations with the Very Large Array (VLA). The LSST (LSST Science Collaboration et al., 2009) is optimized for studying transient astronomical events such as tidal disruption events, and Stone & Metzger (2016) showed that the rate of tidal disruption events per unit volume is sensitive to the low-mass end of the BH occupation fraction.

forming stars, as well as their relative importance, are still a topic of active investigation.

Theoretical models of galaxy formation implemented in semi-analytical models and cosmological hydrodynamical simulations are now able to reproduce fairly well the observed stellar mass functions and luminosity functions of galaxies (see Somerville & Davé 2015;Naab & Ostriker 2017 for recent reviews). This good agreement has been obtained by tuning free parameters and the use of subgrid recipes for baryonic physics such as star formation, stellar feedback and AGN feedback (see section 1.4.5.2). Another more stringent and challenging constraint for galaxy formation and evolution models is given by the statistical correlations of quiescent galaxies (i.e. that has little or no ongoing star formation). Peng et al. (2010) suggested that two distinct processes are operating, "mass quenching", which is independent of environment, and "environment quenching", which is independent of internal properties such as stellar mass. Peng et al. (2012) suggested that the fraction of quiescent centrals depends only on stellar mass, whereas the fraction of quiescent satellites depends on both mass and environment. Woo et al. (2013) argue that the quenched fraction of galaxies at z = 0 -1 seems to be primarily driven by the DM halo mass. They show that the passive 1 fraction of central galaxies is more correlated with halo mass at fixed stellar mass than with stellar mass at fixed halo mass. For satellite galaxies, there is a strong dependence on both halo mass and distance to the halo center.

Various environmental processes, gravitational or hydrodynamical, could quench satellite galaxies. Tidal forces from the host halo can strip mass from the satellite (Dekel et al., 2003;Wetzel & White, 2010), and frequent high speed encounters with neighboring galaxies can tidally heat satellites (Farouki & Shapiro, 1981;[START_REF] Mo | Galaxy Formation and Evolution[END_REF]. Ram pressure from the hot gas in the host halo and the high orbital velocity of the satellite can also strip or heat the gas from the satellite (Gunn & Gott, 1972;Tonnesen & Bryan, 2009). Strangulation or starvation, a more gradual process, is the lack of accretion of new gas (Larson et al., 1980). In semi-analytical models, environmental processes are often described with simplified recipes where galaxies stop accreting new gas from the hot halo or the intergalactic medium once they become satellites. This prescription overproduces the fraction of quiescent satellites (Kimm et al., 2009). Hirschmann et al. (2014) showed that even with a delayed strangulation model, the quiescent satellite fractions are significantly over-estimated. The relative importance of these environmental processes is still unclear. So is their significance with respect to internal processes, since these satellites are also affected by feedback from stars and potential AGN, which can even enhance the environmental processes (Bahé & McCarthy, 2015). Furthermore, in the hierarchical structure formation scenario, galaxies join more and more massive systems, experiencing various environmental histories during their lifetime so that external and internal processes are connected and hard to disentangle.

Several studies have claimed to detect a correlation between properties of galaxies, such as morphology, gas content, star formation rate, and those of neighboring galaxies. This effect, called galactic conformity was first observed for satellites of larger central galaxies: satellites of passive host galaxies are more likely to also be passive relative to their counterparts around star-forming hosts, at fixed group mass [START_REF] Wefel | Technical report, Origin and transport of high energy particles in the galaxy[END_REF]Kauffmann et al., 2010;Wang & White, 2012;Phillips et al., 2014;Knobel et al., 2015). This suggests that quenching mechanisms for central galaxies also impact the satellite galaxies. A detection of a conformity signal on projected distances of up to 4 Mpc was presented in Kauffmann et al. (2013).

However, it should be noted that subsequent studies have questioned the validity of past detections due to selection biases or possible errors in estimating halo masses (Campbell et al. 2015;Sin et al. 2017;Calderon et al. 2018;Tinker et al. 2018 ; see section 6.2.2 of Wechsler & Tinker 2018 for a recent review). The physical origin of galactic conformity is still unclear. Hearin et al. (2015Hearin et al. ( , 2016) ) suggest that the large-scale conformity signal is a detection of central galaxy assembly bias, i.e. the fact that the formation histories of DM halo are spatially correlated. Another physical explanation, suggested by Kauffmann (2015Kauffmann ( , 2018)), is that gas is heated over large scales at early times by AGN feedback. Recently Shen et al. ( 2019) observed a possible evidence of AGN-driven quenching of neighboring galaxies at z ∼ 1, using data from the ORELSE survey [START_REF] Longair | High Energy[END_REF]. Uchiyama et al. (2019) found that Lyman alpha emitters2 with high rest-frame equivalent width of Lyman α emission with low stellar mass (< 10 8 M ), are predominantly scarce in the quasar proximity zones.

In the context of the formation of massive elliptical galaxies, observations have established that early-type galaxies form and become red and dead early but continue to grow in mass and size without much late in situ star formation (e.g. Daddi et al., 2005;Trujillo et al., 2006;Buitrago et al., 2008;Szomoru et al., 2012;Porter et al., 2014;Choi et al., 2018). These observations favor a two-phase formation scenario (Naab et al., 2007;Oser et al., 2010). In this scenario, the progenitors build the bulk of their mass in short but intense starbursts events at z > 2. Then, a progressive process of mergers with satellites and accretion of old stars produces the stellar envelopes resulting in a significant size growth (Bezanson et al., 2009;van Dokkum et al., 2010;Hirschmann et al., 2013;Sales et al., 2012). Therefore, the gas and stellar content of these merging satellites is an essential parameter for the size growth and the amount of gas available for late star formation in this two-phase formation scenario.

Recent hydrodynamical simulations by Choi et al. (2017Choi et al. ( , 2018) ) showed that the inclusion of AGN feedback effectively quenches the star formation in massive galaxies, transforming blue compact galaxies into quiescent galaxies. AGN feedback also removes and prevents new accretion of cold gas, shutting down in situ star formation and causing subsequent mergers to be gas-poor. Gas poor minor mergers then build up an extended stellar envelope. AGN feedback also puffs up the central region of galaxies through the fast AGN driven winds as well as the slow expulsion of gas while the black hole (BH) is quiescent. In the simulation run without AGN feedback, large amounts of gas accumulate in the central region of galaxies, triggering star formation and leading to overly massive blue galaxies with dense stellar cores. As shown by Hirschmann et al. (2017), this strongly reduced star formation rate turns out to be necessary in order to be consistent with the observed offset in [O III ]λ5007/Hβ for a given [N II ]λ6584/Hα in high-redshift galaxies.

Do the massive black holes in the central galaxies affect the satellite systems? To our knowledge, this has never before been explicitly investigated in numerical cosmological simulations. In this work, we use the two sets of cosmological zoom-in simulations as described Choi et al. (2017) to explore the effect of AGN feedback from central galaxies on their satellites or neighboring galaxies. We compare two zoom-in runs of of 27 halos with virial masses that range from 10 12 to 10 13.4 M , with (wAGN) and without (noAGN) AGN feedback. We show how the star formation in these satellite galaxies is efficiently quenched by the central AGN.

This chapter is structured as follows. In Section 5.2, we describe the simulations used as well as our halo finding and tracking methods, and in Section 5.3, we present the results of our analysis. In Section 4.4, we investigate the physical mechanisms at the origin of the additional quenching of the satellites observed in the wAGN simulation. We summarize and discuss our results in Section 5.7.

Simulations and methods

In this section, we give a brief overview of the physics relevant to our study. A more detailed description of the simulations can be found in Choi et al. (2017).

Code basics and setup

The simulations are run with a modified version of the parallel SPH code Gadget-3 (Springel, 2005a), SPHGal (Hu et al., 2014), that includes a density-independent pressure-entropy SPH formulation (Hopkins, 2013). To further improve over standard SPH, we adopt the Wendland C4 kernel with 200 neighboring particles. We also include the improved artificial viscosity implementation presented by Cullen & Dehnen (2010) and an artificial thermal conductivity according to Read & Hayfield (2012) in order to reduce the noise in pressure estimates in the presence of strong shocks. Finally, a time-step limiter is employed according to Saitoh & Makino (2009) and Durier & Dalla Vecchia (2012) to ensure that neighboring particles have similar time steps and that ambient particles do not remain inactive when a shock is approaching.

Star formation and stellar/supernova feedback

Star formation and chemical evolution are modeled as described in Aumer et al. (2013), which allows chemical enrichment by winds driven by Type I SNe, Type II SNe3 , and asymptotic giant branch (AGB) stars 4 . Eleven chemical species of metals are tracked explicitly, and the net cooling rates are calculated based on temperature, density of gas and individual element abundances. We adopted the cooling rate from Wiersma et al. (2009) for optically thin gas in ionization equilibrium. Redshift-dependent UV/X-ray and cosmic microwave backgrounds with a modified Haardt & Madau (2012) spectrum are also included.

Stars are formed stochastically if the gas density exceeds a density threshold. This threshold is given as n th ≡ n 0 (T gas /T 0 ) 3 (M 0 / M gas ) 2 with n 0 = 2.0cm -3 and T 0 = 12, 000K, and M 0 is the gas particle mass. The star formation rate is calculated as dρ * /dt = ηρ gas /t dyn , where ρ * , ρ gas , and t dyn are the stellar density, gas density, and local dynamical time for the gas particle, respectively. The star formation efficiency η is set to 0.025.

Stellar feedback is included in the form of stellar winds and heating by ionizing radiation from young massive stars. Momentum from stellar winds is added to the surrounding gas particles, while cold gas within the Strömgren5 radius of hot stars is heated to T = 10 4 K.

In our SN feedback model, a single SN event is assumed to eject mass in an outflow with a velocity v out,SN = 4500 km s -1 , a typical velocity of outflowing materials in SNe. SN energy and momentum are distributed to the surrounding ISM from the SN event. Depending on the distance to the SN events, each nearby gas particle is affected by one of three successive phases of SNR evolution: the ejecta-dominated free expansion (FE) phase, the energy-conserving Sedov-Taylor blast-wave SNR phase, and the momentum-conserving snowplow phase. SN energy is transferred by conserving the ejecta momentum for gas particles within the radius of the FE phase. For gas particles lying outside the FE radius but within the Sedov-Taylor phase, the SN energy is transferred as 30% kinetic and 70% thermal. Finally, at larger radii in the snowplow phase, only a fraction of the original SN energy is transferred as radiative cooling becomes significant. See Appendix A of [START_REF] Núñez | [END_REF] for a detailed description of the implementation of the SN feedback model.

Feedback from low and intermediate initial mass stars via slow winds during an AGB phase is also included. Momentum and energy from old star particles are transferred to the neighboring gas particles in a momentum-conserving way. The outflowing wind velocity of AGB stars is assumed to be v out,AGB = 10 km s -1 , corresponding to typical outflowing velocities of AGB stars (Nyman et al., 1992). Metal-enriched gas from all of these prescriptions is continuously added to the ISM. Metal diffusion, which allows for the mixing and spreading of metals in the enriched gas, is also included.

Black hole growth and feedback

In the simulations, the BHs are treated as collisionless sink particles and are seeded in newly forming DM halos. DM halos are identified on the fly during a simulation by a friends-offriends algorithm6 . The new BHs are seeded with mass of 10 5.15 M such that any halo above 10 11.15 M contains one BH at its center if it does not already have a BH. The BH mass can then grow by gas accretion or by merging, when the two BHs fall within each other's local SPH smoothing lengths and their relative velocities are smaller than the local sound speed. Gas accretion onto the BH follows a Bondi-Hoyle-Littleton parametrization (Bondi, 1952).

The soft Bondi criterion introduced in Choi et al. ( 2012) is also included to avoid the unphysical accretion of unbound gas from outside the Bondi radius of the BH. This criterion statistically limits the accretion to the gas within the Bondi radius. It also accounts for the size of the gas particle as the physical properties of each gas particle are smoothed within the kernel size in SPH simulations. Full accretion is only allowed when the total volume of a gas particle is included within the Bondi radius. If a gas particle volume is partially included within the Bondi radius, its probability of being absorbed by the BH is reduced. Finally, in order to account for the time that it takes to a particle to be accreted onto a BH, the free-fall timescale is included following Choi et al. (2012).

Our AGN feedback model (Ostriker et al., 2010;Choi et al., 2012Choi et al., , 2014) ) consists of two main components:

1. Mechanical feedback as in the broad absorption line winds, which carry energy, mass, and momentum into the surrounding gas. Winds are launched from the central region around the BH, with a fixed wind velocity of v outf,AGN = 10, 000 km s -1 . The total energy flux carried by the wind is Ėw = w Ṁacc c 2 , where the efficiency parameter w is set to 0.005 (Choi et al., 2017), Ṁacc is the mass accretion rate onto the BH and c is the speed of light. The mass flux and momentum flux carried by the wind are Ṁoutf = 2 w Ṁacc c 2 /v 2 outf,AGN and ṗoutf = 2 w Ṁacc c 2 /v outf,AGN , respectively. Thus, for our selected feedback efficiency w and wind velocity v outf,AGN , we have Ṁoutf = 9 Ṁacc . Therefore 90% of mass entering the central region is expelled, and 10% the inflowing mass is accreted onto the BH. The wind particles are stochastically selected among the particles entering the central region. The selected gas particles receive the wind kick in a direction parallel or antiparallel to their angular momentum vectors. The emitted wind particle shares its momentum with its two nearest neighbors to reproduce the shock-heated momentum-driven flows. The residual energy increases the temperature of the impacted gas particles; therefore, the total energy and momentum are conserved. This prescription gives a ratio of kinetic to thermal energy in the outflowing particles similar to that in the standard Sedov-Taylor blast wave.

2. Radiative feedback via the Compton and photoionization heating from the X-ray radiation from the accreting BH, the radiation pressure associated with the heating, and the Eddington force. The emergent AGN spectrum and metal-line heating are taken from Sazonov et al. (2004). X-ray radiation is coupled to the surrounding gas according to Sazonov et al. (2005). The radiation pressure on each gas element is also calculated. Accretion onto the BHs is not limited; the Eddington force is included, acting on electrons in the neighboring gas through the hydrodynamic equations, directed radially away from the BH. In this way we allow that super-Eddington gas accretion occasionally occurs, so that the corresponding feedback effect naturally reduces the inflow and increases the outflow. Also included are metallicity-dependent heating prescriptions due to photoelectric emission and metal line absorption.

We refer the reader to Choi et al. (2017) for more details about our feedback prescriptions. See also Brennan et al. (2018) for the analysis of the wind properties and gas cycle in these simulations; Frigo et al. (2018) for the analysis of stellar kinematics; Hirschmann et al. (2017Hirschmann et al. ( , 2018) ) for the analysis of optical and UV emission line properties.

Zoom simulations

The initial conditions for the zoom-in simulations are described in Oser et al. (2010Oser et al. ( , 2012)). The halos of interest are selected from a DM only simulation using a flat cosmology with parameters obtained from WMAP37 (Spergel et al., 2007). At any given snapshot we trace back all particles close to the halos of interest from redshift zero. We replace those particles with higher-resolution gas and DM particles. Then, new high-resolution initial conditions are simulated from redshift z = 43 to z = 0.

The simulations have been performed at two resolutions. The reference resolution has a mass resolution for the star and gas particles of m * ,gas = 5.8 × 10 6 M , and DM particles have m dm = 3.4 × 10 7 M . We use the comoving gravitational softening lengths ε gas,star = 400 pc h -1 for the gas and star particles and ε halo = 890 pc h -1 for DM 8 . The high-resolution simulations have been performed with eight times better mass resolution than the reference resolution, with m * ,gas = 7.4 × 10 5 M and m dm = 4.3 × 10 6 M , and twice better spatial resolution with gas,star = 200 pc h -1 and halo = 450 pc h -1 . In the Appendix, we discuss the resolution convergence.

The simulated halo masses are in the range 1.4 × 10 12 M ≤ M vir ≤ 2.3 × 10 13 M at z = 0, and the stellar masses of central galaxies are 8.2 × 10 10 M ≤ M * ≤ 1.5 × 10 12 M at present day. The virial radii at z = 0 are in the range 300 kpc ≤ R vir ≤ 700 kpc.

DM halos were found using the Rockstar algorithm from Behroozi et al. (2013a). Halo masses were calculated using a spherical overdensity threshold fixed at 200 times that of the critical density at the considered redshift. The merger trees were computed using the Consistent trees (Behroozi et al., 2013b).

In what follows, we will examine the satellite galaxies in zoom regions run with the two different models, wAGN and noAGN.

Results

Here we present the results of our analysis. First, in section 4.3.1 we examine the properties of the satellite galaxies at various redshifts. Then, in section 4.3.2 we follow back in time the main progenitors of the satellites found at redshift 0. Since we want to understand the effect of the central AGN, we exclude from our study the satellites in the wAGN simulations in which a BH has been placed, which could be quenched compared to their counterparts in the noAGN model independently from the central AGN. As a consequence, we also exclude from the noAGN sample the satellites that are above the mass threshold for BH seeding, in order to use the noAGN model as a control sample and to isolate the effect of the central AGN. We use a lower mass cut of 64 DM particles for selecting the satellites. These lower (given by the number of DM particles) and higher (given by the mass limit for BH seeding) mass cuts give satellite masses in the range 2 × 109 M ≤ M vir,satellites ≤ 10 11.15 M . We refer to the main halo of each zoom in simulation as the central galaxy even though we sometimes extend our study to neighboring galaxies that lie outside the virial radius of the central galaxy. We use the Pygad tool (Röttgers & Arth, 2018) for our analysis.

Properties of the satellite galaxy population at various redshifts

Gas content and star formation

In this section, we study the evolution of the satellite population around the central galaxies across cosmic time. Figure 4.1 shows the overall quiescent and gas poor fractions of the satellite galaxies as a function of redshift: for each given redshift, we identified in each zoom-in simulation the satellite galaxies within one virial radius of the main halo center and computed the gas poor and quiescent fractions. Each redshift bin (∼ 100 Myr) contains a few hundreds of satellites (∼ 1000 at z = 0 and ∼ 100 at z = 3, in both wAGN and noAGN simulations). We divide our galaxies into star forming and quiescent galaxies based on the commonly adopted dividing line at sSFR < 0.3/t H 9 , where t H is the age of the Universe at each redshift (e.g. [START_REF] Franx | [END_REF]. We choose a gas fraction threshold of 0.1 for being gas poor, the gas fraction being the ratio of the mass in gas to the mass in gas and stars Comparison of the U -R magnitude of the satellite galaxies in the wAGN and noAGN simulations. We stacked the satellites of the 27 zoom in simulations. Each redshift bin contains a few hundreds of satellites (∼ 1000 at z = 0 and ∼ 100 at z = 3). The shaded area shows the 16% and the 84% percentiles of the distributions. Gas poor fractions (M gas /(M stars + M gas ) < 0.1). We stacked the 27 zoom in simulations.

The wAGN and noAGN samples each contain ∼ 1700 at z = 0 and 3000 at z = 0, 1, 2 (the galaxies are taken within a sphere of 2, 5, 7 and 10 times the virial radius of the central at z = 0, 1, 2, 3 respectively). The error bars indicate the 99.7% confidence intervals computed for a beta distribution. The quiescent and gas poor fractions are similar at z = 3 and the difference grows at lower redshifts, first out to twice the virial radius of the central galaxy at z = 2, then out to more than five times the virial radius of the central galaxy at z = 1.

Results

(M gas /(M stars + M gas ) < 0.1), where M gas and M stars are measured within one tenth of the virial radius of the satellites. The error bars indicate the 68% confidence intervals computed as given by a beta distribution (Cameron, 2011). Starting from z = 2 the difference between the wAGN and noAGN simulations grows. The quiescent fractions seem to be most significantly different from z = 2 to z = 1. At z = 0, the wAGN and noAGN satellites have quiescent fractions close to one. The gas poor fractions are different from z = 2 and the difference between the noAGN and the wAGN keeps growing until z = 0. The mean gas rich fraction at z = 0 decreases from 15% in the noAGN simulation to 5% in the wAGN simulation. Fig 4 .2 shows the U -R magnitude 10 of the satellites computed using a Pygad module that reads and interpolates Bruzual & Charlot (2003) single stellar population model. The effects of dust attenuation are not included. The shaded area shows the 16% and the 84% percentiles of the distributions. The noAGN satellite population is slightly bluer starting from z = 2, reflecting a more recent star formation, possibly impeded in the wAGN simulation by the presence of an AGN in the central galaxy.

Spatial extent of the quenching

Figure 4.3 illustrates the quiescent and gas poor fractions of the galaxies around the central as a function of the normalized distance to the central (the distance to the central divided by the virial radius of the central). The upper panels show the evolution of the quiescent fraction in the wAGN and noAGN simulations, and the lower panels show the evolution of the gas poor fraction with thresholds for being quiescent and gas poor identical to Figure 4.1. The error bars indicate the 99.7% confidence intervals computed for a beta distribution. The quiescent and gas poor fractions are similar at z = 3 and the difference grows at lower redshifts, first out to twice the virial radius of the central galaxy at z = 2, then out to more than five times the virial radius of the central galaxy at z = 1. One caveat is the fact that in the wAGN simulations, the satellite galaxies can be affected by the AGN of other neighboring galaxies than the central, which mitigates the conclusion as to the extent of the quenching mechanism, but still points to the importance of the effect of AGN feedback from BHs hosted by other galaxies.

Histories of the main progenitors of the satellites

To gain more insight into the onset and time evolution of the quenching from the central AGN, we select, in each zoom halo, the neighboring halos that are within a sphere of twice the viral radius of the central galaxy at redshift 0 and trace back in time the main progenitor (i.e. the most massive progenitor) of these galaxies. This approach is different from the one used in section 4.3.1 where we select different satellites at each redshift based on a distance criterion. Here, we spatially select the galaxies at redshift zero and follow their evolution across cosmic time. Specifically, we follow their gas content and star formation history, as well as their distance to the central galaxy. As previously, we use a lower mass cut of 64 DM particles for selecting the satellites, and we stop tracking back the satellites when their mass is below that threshold. In both wAGN and noAGN simulations, taking into account all zoom-in simulations, there are in total ∼ 1700 galaxies within 2R vir,central at redshift 0. History of the gas mass (top) and sSFR (bottom) of the galaxies that lie inside twice the virial radius of the central galaxy at z = 0 and traced back in time from z = 0, in two different mass bins. The satellites are distributed in the different mass bins as a function of their virial mass at z = 0. We stacked the satellites from the 27 zoom in simulations. The different panels show increasing mass bins as indicated at the top of the panels and contain ∼ 1400 satellites for the lower mass bin and ∼ 350 satellites for the higher mass bin. The shaded area shows the 16% and the 84% percentiles of the data. We also show the mean and the median values of the distributions. Gas poor fractions (M gas /(M stars + M gas ) < 0.1) as a function of time. From left to right, the panels panels show increasing mass bins as indicated at the top of the upper panels and contain ∼ 1400 satellites for the lower mass bin and ∼ 350 satellites for the higher mass bin.

Figure 4.4 displays the stacked evolution of the gas mass and specific star formation rate (sSFR) of the main progenitor of the neighboring galaxies at z = 0 in two different mass bins. In each bin of mass, the presence of an AGN in the central galaxy seems to alter the gas content and star formation of the neighboring galaxies. The 84% percentile, median and mean values of the gas mass distributions are lower for the wAGN simulations, perhaps suggesting a slightly reduced accretion onto the galaxies. The decrease of the gas content occurs earlier in the wAGN simulation than in the noAGN simulation, indicating that the central AGN is involved in direct gas removal from the neighboring galaxies, or indirect removal through starvation. The quenching of star formation in the satellite galaxies also takes place earlier in the wAGN simulation than in the noAGN simulation.

Figure 4.5 shows, as a function of cosmic time, the stacked evolution of the quiescent and gas poor fractions of the same traced back sample, in different mass bins. The difference in the histories in the two wAGN and noAGN simulations develops at cosmic times of 4 to 8 Gyr, depending on the mass bin. The difference between noAGN and wAGN in gas poor and quiescent satellite fractions peaks at times of 6 to 10 Gyr depending on the mass bin.

Figure 4.6 shows the same evolution as Figure 4.5 but as a function of the distance to the central galaxy instead of cosmic time. We normalize that distance to the virial radius of the central galaxy. Note that Figure 4.6 is not a profile plot of the quiescent and gas poor fractions as a function of distance to the central at a given time: for each distance bin, the contribution of each galaxy to the distribution comes from different cosmic times. Note also that the distance plotted on the x axis is normalized to the virial radius of the central at the time when the distance is computed, which means that the physical value of that radius grows as a function of time, and that a given normalized distance is smaller in physical units at higher redshifts than lower redshifts because of the growth of the virial radius of the central galaxy. Figure 4.6 shows that the normalized distance below which the wAGN and noAGN simulations differ is of 5 to 10 times the virial radius of the central galaxy. This means that the onset of the quenching by the central AGN occurs as early as when the galaxy is at a distance from 5 to 10 times the virial radius of the central. As mentioned before, a caveat is that in the wAGN simulation, throughout their journey towards the central galaxy, satellite galaxies can also be affected by the AGN of other massive galaxies than the central.

Quenching mechanism

In this section, we investigate the nature of the physical mechanism causing the additional quenching of the satellites in the wAGN simulation. We study the effect of the wind from the central AGN by following the ram pressure undergone by the satellite galaxies, the temperature in their surroundings and relative velocity of the intergalactic gas. We compute these quantities in a shell around the satellite, between 0.1R vir,satellite and 2R vir,satellite . Figure 4.7 displays these physical quantities for satellite galaxies throughout the simulation. We trace back in time the main progenitors of the galaxies that lie inside twice the virial radius of the central at z = 0. As previously, we use a lower mass cut of 64 DM particles for selecting the satellites, and we stop tracking back the satellites when their mass is below that threshold. In order to compare the wAGN and noAGN simulations, we only show satellites that are matched in pairs across the wAGN and noAGN simulations, which is the case if 50% of their DM particles have identical identifiers at z = 0. That criterion is fulfilled by ∼ 260 Figure 4.7: Physical conditions in a shell around the main progenitors of the galaxies that lie inside twice the virial radius of the central at z = 0. As previously, we use a lower mass cut of 64 DM particles for selecting the satellites, and we stop tracking back the satellites when their mass is below that threshold. We also exclude from the noAGN and wAGN sample the satellites that are above the mass threshold for BH seeding. In order to compare the wAGN and noAGN simulations, we only show satellites that are matched in pairs across the wAGN and noAGN simulations, which is the case if 50% of their DM particles have identical identifiers at z = 0. That criterion is fulfilled by ∼ 260 pairs. All the physical quantities are mass averaged in a shell around the satellite between 0.1R vir,satellite and 2R vir,satellite . Each dot represents the physical quantity around one satellite at one snapshot, as a function of the distance to the central normalized to the virial radius of the central. Each row contains three panels: the first panel displays the physical conditions in the noAGN simulation, the second in the wAGN simulation and the third displays the ratio between both. Upper panels: Ram pressure undergone by the satellite, i.e. the product ρV 2 rel where ρ is the mass averaged gas density around the satellite and V rel the gas velocity around the satellite relative to the velocity of the satellite. Middle panels: Mass averaged temperature around the satellite galaxies. Lower panels: mass averaged gas velocity relative to the satellite velocity. The solid red lines indicate the median values, the dashed lines correspond to the 16% and the 84% percentiles of the distributions. The dots are color-coded with the corresponding cosmic time. The quantities are computed in a shell around the main progenitors of the galaxies that lie inside twice the virial radius of the central at z = 0. As previously, we use a lower mass cut of 64 DM particles for selecting the satellites, and we stop tracking back the satellites when their mass is below that threshold. We also exclude from the noAGN and wAGN sample the satellites that are above the mass threshold for BH seeding. In order to compare the wAGN and noAGN simulations, we only show satellites that are matched in pairs across the wAGN and noAGN simulations, which is the case if 30% of their DM particles have identical identifiers at z = 0. That criterion is fulfilled by ∼ 1000 pairs. All the physical quantities are mass averaged in a shell around the satellite between 0.1R vir,satellite and 2R vir,satellite . The three rows show the ratios P ram,wAGN /P ram,noAGN (top row), T wAGN /T noAGN (middle row), V rel,wAGN /V rel,noAGN (bottom row). Each row contains five histograms: the ratios at 0.5, 1, 2, 3, 5 R vir,central that the satellites experience during their trajectory towards the central. The ram pressure undergone by the satellite, temperature and relative velocity of the gas are computed in the same way as in Figure 4. which corresponds to a fraction of ∼ 18% of the satellite galaxies that lie within 2R vir,central at z = 0. Each dot represents the physical quantity around one satellite galaxy at one snapshot, as a function of the distance to the central normalized to the virial radius of the central.

The ram pressure undergone by the satellite is the product P ram = ρV 2 rel where ρ is the mass averaged gas density around the satellite and V rel the gas velocity around the satellite relative to the satellite. The ram pressure, temperature and relative velocity of the gas around the satellite are affected by AGN feedback throughout their trajectory toward the central, mostly at a distance of two to three times the virial radius from the central. At a distance equal to three times the virial radius of the central, the 16% and 86% percentiles are around 0.2 and 60 respectively, for the ratio of ram pressures P ram,wAGN /P ram,noAGN ; 1 and 6 respectively, for the ratio of temperatures T wAGN /T noAGN , 0.8 and 11 respectively, for V rel,wAGN /V rel,noAGN . This hints at possible quenching mechanisms to explain the additional suppression of star formation and gas loss of the satellites in the wAGN simulations. The ram pressure from the wind driven by the AGN can directly strip the gas, in a manner similar to ram pressure stripping where the velocity is not only the orbital velocity of the satellite, but also that of the wind coming from the central AGN. Moreover, the higher temperatures and velocity of the intergalactic gas can also prevent the gas from accreting efficiently onto the satellites, in a manner similar to strangulation.

Figure 4.8 shows the histograms of the ratios P ram,wAGN /P ram,noAGN , T wAGN /T noAGN , V rel,wAGN /V rel,noAGN at 0.5, 1, 2, 3, 5 R vir,central that the satellites experience during their trajectory towards the central. The sample that we chose is the following: amongst the main progenitors of the satellites that lie within 2R vir,central at z = 0, we show satellites that are matched in pairs across the wAGN and noAGN simulations (when 30% of their DM particles have identical identifiers at z = 0; note that this threshold of 30% is different that the one used in Figure 4.7, where it was higher for the clarity of the plot). That criterion is fulfilled by ∼ 1000 pairs. The distribution of the ratios of temperatures and relative velocities shows that beyond 2R vir,central , an important fraction of the satellites in the wAGN simulation experience higher temperatures and relative velocities of the gas in their surroundings than the satellites in the noAGN simulation. This shows that the physical origin of the environmental influence of the central AGN extends as far as 3 to 5 times the virial radius of the central. However, the differences in ram pressure are less conclusive, which suggests that it is primarily the increase of temperature and relative velocity of the gas in the surroundings of the wAGN satellites that causes the differences in the evolution of the stellar and gaseous mass of the satellites in the wAGN simulation.

In Figure 4.9 we study in detail an example of pairs of wAGN/noAGN satellite galaxies. Figure 4.10 displays three snapshots showing the evolution of the same satellite. The outflow rate from the central is computed at one virial radius from the central. The increase of the outflow rate from the central in the wAGN simulation is likely due to the central AGN. The first peak of the ram pressure for the wAGN satellite corresponds to the time (∼ 6 Gyr) when the gaseous and stellar masses of the wAGN satellite diverge from the gaseous and stellar masses of the noAGN satellite: at that time the satellite is at a few virial radii from the central, which is why the first peak of ram pressure is observed with some delay with respect to the first peak of the outflow rate from the central that is measured at R vir,central . The panel (b) in Figure 4.10 shows the satellite orbiting the central before the passage of the wind that most likely triggers the increase of ram pressure at 6 Gyr in the satellite galaxy. Around 9 Gyr, the increase of the ram pressure in the noAGN simulation compared to the wAGN simulation is due to the fact that towards the center, inside the virial radius of the central, the surface density of the gas is several orders of magnitude higher in the noAGN simulation than in the wAGN simulation, as measured in Choi et al. (2015). The bottom panels show the inflow rate onto and outflow rate from the satellite, computed at 0.3R vir,satellite . The inflow rate onto the satellite in the wAGN simulations is noticeably lower than in the noAGN simulations but not the outflow rate, which suggests that a deficit of accretion rather than gas ejection is responsible for the lower gas fraction in the wAGN simulation.

Figure 4.11 shows the history of the inflow onto and outflow rate from the galaxies that lie inside twice the virial radius of the central galaxy at z = 0 and traced back in time from z = 0, in two different mass bin. The inflow and outflow rates are computed at 0.1R vir,satellite . In each bin of mass, the presence of an AGN in the central galaxy seems to decrease the inflow of gas onto the neighboring galaxies. The 84% percentile, median and mean values of the distributions are lower for the wAGN simulations, perhaps suggesting a slightly reduced accretion onto the galaxies. On the contrary, the outflow rate from the satellite is larger in the noAGN simulations. We think that it is due to the higher star formation rates and therefore stronger stellar feedback in the noAGN simulations. Overall this suggests that a deficit of accretion rather than gas ejection is responsible for the lower gas fraction in the wAGN simulation. That deficit of accretion can be due to the higher temperatures and higher velocities of the gas surrounding the satellites, as observed in Figure 4.8.

Summary and discussion

In this work, we explore the effects of the AGN of a central galaxy on its satellites. We used zoom-in simulations of 27 massive galaxies with halo masses of 10 12-13.4 M at z = 0. We compared two sets of simulations: one that contains BHs and AGN feedback and one without BHs and without AGN feedback. Both simulations include stellar feedback from multiple processes, including powerful winds from SNe, stellar winds from young massive stars, and AGB stars, as well as radiative heating within Strömgren spheres, additional heating effects due to the presence of metals, including grain photoelectric heating and metallicity-dependent heating from the cosmic X-ray background. Our wAGN model is identical except that it also includes a model for BH seeding and accretion, as well as AGN feedback via high-velocity broad absorption line winds and Compton/photoionization heating. Note that our implementation of AGN feedback is different from the one implemented in most cosmological simulations, such as Illustris (Vogelsberger et al., 2014a) and Horizon-AGN (Dubois et al., 2014), in that it allows for broad absorption line winds and X-ray and UV output of both energy and momentum. We use the noAGN simulations as a control sample to isolate the effect of the central AGN. We find that the inclusion of AGN feedback from centrals produces a significant difference in the evolution of the gas content and the star formation in the satellite galaxies, which suggests that AGN feedback from the central BH hosted by other galaxies plays a substantial role in the evolution of the satellite galaxy population. We also explore the spatial extent of this satellite quenching mechanism: we find that the difference between the two simulations extends as far out as five times the viral radius of the central galaxy at z = 1, suggesting that this effect could be relevant to We stacked the satellites from the 27 zoom in simulations. The different panels show increasing mass bins as indicated at the top of the panels and contain ∼ 1400 satellites for the lower mass bin and ∼ 350 satellites for the higher mass bin. The shaded area shows the 16% and the 84% percentiles of the data. We also show the mean and the median values of the distributions. The inflow and outflow rates are computed at 0.1R vir,satellite .

4.6. Resolution study models trying to reproduce the observed patterns of environmental quenching and perhaps to the physical origin of galactic conformity. We explored the physical mechanisms responsible for the additional quenching observed in the wAGN simulations and argue that the wind from the central AGN can increase the relative velocity and temperature of the gas in the surrounding of the satellites causing a lack of gas accretion onto them. A possible caveat is the fact that in the wAGN simulations, the satellite galaxies can be affected by the AGN of other satellites and not only the central galaxy. This work was initiated as a project for the Kavli Summer Program in Astrophysics held at the Center for Computational Astrophysics of the Flatiron Institute in 2018. The program was co-funded by the Kavli Foundation and the Simons Foundation. We thank them for their generous support.

Resolution study

We test and show in Figure 5.5 the convergence with respect to resolution using the wAGN and noAGN simulations of two halos that have been run with eight times better mass resolution than the reference resolution, with m * ,gas = 5.3 × 10 5 h -1 M and m dm = 3.1 × 10 6 h -1 M , and twice better spatial resolution with gas,star = 200 pc h -1 and halo = 450 pc h -1 . One sees that the difference in quiescent and gas poor fractions holds for the higher resolution simulation. .12: Test of the convergence with respect to resolution using the wAGN and noAGN simulations of two halos that have been run with eight times better mass resolution than the reference resolution, with m * ,gas = 5.3 × 10 5 h -1 M and m dm = 3.1 × 10 6 h -1 M , and twice better spatial resolution with gas,star = 200 pc h -1 and halo = 450 pc h -1 . The upper panels show the quiescent fractions of satellites galaxies as a function of time, for the lower (left) and the higher resolution simulation (right). The lower panels show the gas poor fractions for the lower (left) and the higher resolution simulation (right)

Chapter 5

Cosmic ray feedback from supernovae in dwarf galaxies

A explained in chapter 1, the regulation of the baryonic content in dwarf galaxies is a long-standing problem. SNe are supposed to play a key role in forming large-scale galactic winds by removing important amounts of gas from galaxies. SNe are efficient accelerators of non-thermal particles, CRs, which can substantially modify the dynamics of the gas and conditions to form large-scale galactic winds. In this chapter, we investigate how CR injection by SNe impacts the star formation and the formation of large-scale winds in dwarf galaxies, and whether it can produce galaxy SFRs and wind properties closer to observations. We run CR magneto-hydrodynamical simulations of dwarf galaxies at high resolution (9 pc) with the adaptive mesh refinement code ramses, described in chapter 2. Those disc galaxies are embedded in isolated halos of mass 10 10 M and 10 11 M , and CRs, are injected by SNe. We include CR isotropic and anisotropic diffusion with various diffusion coefficients, CR radiative losses, and CR streaming. The injection of CR energy into the ISM smooths out the highest gas densities, which reduces the SFR by a factor of 2-3. Mass outflow rates are significantly greater with CR diffusion, by 2 orders of magnitudes for the higher diffusion coefficients. Without diffusion and streaming, CRs, are inefficient at generating winds. CR, streaming alone allows for the formation of winds but which are too weak to match observations. The formation of galactic winds strongly depends on the diffusion coefficient: for low coefficients, CR energy stays confined in high density regions where CR energy losses are highest, and higher coefficients, which allow for a more efficient leaking of CRs, out of dense gas, produce stronger winds. CR, diffusion leads to colder and denser winds than without CRs, and brings outflow rates and mass loading factors much closer to observations, but the effect is not sufficient to fully match the observations. This chapter is based on a submitted article (Dashyan & Dubois 2019, submitted to A&A). 

Introduction

It is now well-established that feedback -the processes by which star formation and supermassive black hole growth regulate themselves by deposition of energy and momentum in the ambient medium -is a key mechanism to regulate the amount of baryons in galaxies (see Somerville & Davé, 2015;Naab & Ostriker, 2017, for recent reviews). Additionally, outflows are ubiquitously observed in galaxies (see review by Veilleux et al. 2005), and moderate density regions of the Universe -where stars do not form -are metal-enriched, which suggests that metal-enriched winds can deposit metals into the intergalactic medium (e.g. Booth et al., 2012b). However, the processes regulating star formation and driving winds in galaxies, as well as their relative importance, are still a topic of active investigation.

Due to their shallow potential wells and lack of galactic mergers during their evolution, dwarf galaxies (M vir ≤ 10 11 M ) can act as both important probes for cosmological structure formation, and as astrophysical test-beds for feedback processes. As the least massive and least luminous galaxies, they are both difficult to resolve in cosmological simulations and under-observed. Several puzzles surrounding dwarf galaxies, including the too-big-to-fail problem (Boylan-Kolchin et al., 2011b), the missing satellites (Klypin et al., 1999;Moore et al., 1999c), and the cusp-core problems (Moore et al., 1999a) posed important challenges to our understanding of galaxy formation and DM for DM-only models, that can potentially be alleviated by a realistic treatment of baryonic feedback processes (e.g. Pontzen & Governato, 2012b;Zolotov et al., 2012;Teyssier et al., 2013b;Brooks & Zolotov, 2014b;Chan et al., 2015;Oñorbe et al., 2015b).

SN feedback remains the commonly believed dominant feedback mechanism in low mass halos (e.g. Dekel & Silk 1986b). The problem is that it is partly implemented in terms of subgrid physics in numerical simulations, which prevents to capture its exact nature and extent. Ideally, one would like to directly simulate the physics without tuning the parameters to observables, and rather use observations as powerful discriminants for theories.

Recent work argues for the need for ISM physics beyond SN feedback alone to suppress star formation and generate outflows (Rosdahl et al., 2017;Smith et al., 2018b). In addition, resolution is generally too low to capture the detailed evolution of SN explosions (Hu, 2019), which has produced a diversity of subgrid workarounds such as delayed cooling (Stinson et al., 2006;Teyssier et al., 2013b), kinetic winds (Springel & Hernquist, 2003;Dubois & Teyssier, 2008b), stochastic feedback (Dalla Vecchia & Schaye, 2012b), or momentum-driven approaches (Kimm et al., 2015), with diverse successes at producing efficient outflows (see Rosdahl et al., 2017, for a comparison of such models). Feedback mechanisms other than SNe are now suspected to play a key role in shaping galactic winds and regulating the baryon content in galaxies (Hopkins et al., 2014b). Attention has therefore turned to other processes such as stellar radiation (Hopkins et al., 2011;Agertz et al., 2013;Aumer et al., 2013;Rosdahl et al., 2015;Emerick et al., 2018), the momentum transferred from resonantly scattered Lyman-α photons (Kimm et al., 2018), or CRs released in SNe (Wadepuhl & Springel, 2011;Booth et al., 2013;Salem & Bryan, 2014).

CRs are particles accelerated to relativistic velocities at shock fronts of SNRs (see Caprioli 2015 for a recent review), active galactic nuclei (e.g. Berezinsky et al. 2006), winds from massive stars (Bykov, 2014), or structure formation shocks (e.g. Miniati et al. 2001). Observations of local SNRs suggest that of the order of 10% of the explosion energy is converted to CRs (Morlino & Caprioli, 2012;Helder et al., 2013). In the solar neighborhood, CRs have an observed energy density of ∼ 10 -12 ergs cm -3 [START_REF] Wefel | Technical report, Origin and transport of high energy particles in the galaxy[END_REF], which is comparable to the magnetic, turbulent and vertical gravitational energies. That equipartition shows that CRs are important in the local dynamics of the disc. Recent observations suggest that CR energy density exceeds that seen in the Milky Way by orders of magnitude in the starbust galaxy M82 (VERITAS Collaboration et al., 2009;Paglione & Abrahams, 2012). The close correlation observed between the radio continuum and the far-infrared emission of spiral galaxies (e.g. de Jong et al. 1985) hints at a correlation between star formation and CR energy density and therefore at a powerful self-regulation mechanism.

The protons of a few GeV, where most of CR energy density resides, are essentially collisionless. Their coupling with the gas is mediated by the ambient magnetic field, and can be described by a fluid picture that macroscopically describes the energy and momentum exchange between CRs and thermal gas, mediated by the gyroresonant streaming instability [START_REF] Kulsrud | Plasma physics for astrophysics[END_REF]Zweibel, 2017). CRs have several properties which make them a promising candidate for driving galactic winds: they provide an additional pressure gradient that helps lifting thermal gas; due to its relativistic nature, the CR component has a softer equation of state (γ CR = 4/3) than the thermal component (γ = 5/3) and therefore suffers less losses upon adiabatic expansion; the CR energy has a longer cooling time than that of the thermal component; finally, CRs diffuse along magnetic field lines and thereby move relative to the thermal component and leak out from their production sites, i.e. from dense and efficiently cooling star-forming regions to more diffuse regions.

The role of CRs on galaxy evolution and their ability to drive winds have been a subject of interest in both analytical (Ipavich, 1975;Breitschwerdt et al., 1991;Recchia et al., 2016;Mao & Ostriker, 2018) and numerical studies. In hydrodynamical simulations without magnetic field evolution, Uhlig et al. (2012) found that CR streaming -assuming a streaming velocity proportional to the sound speed -drives powerful and sustained winds in galaxies with virial masses M vir < 10 11 M . Booth et al. (2013), performing simulations of Small Magellanic Cloud and Milky Way sized disc galaxies, showed that the SFR was suppressed for both masses when accounting for isotropic CR diffusion (i.e. diffusion of CRs that is independent of the magnetic field lines). With similar assumptions on the propagation of CRs, Salem & Bryan (2014) found that CRs thicken gaseous disc, suppress the SFR and produce mass loading factors (i.e. the ratio of outflow rate to star formation rate) above unity in a Milky Way mass galaxy.

In order to include the anisotropic nature of CR diffusion into simulations -i.e. the fact that CRs diffuse along magnetic field lines preferentially -one has to model the evolution of magnetic fields: since CRs gyrates around magnetic field lines, CR diffusion and streaming are parallel to them and the streaming velocity depends on the local Alfvén velocity, which depends on the amplitude of the magnetic field. Using MHD simulations, Hanasz et al. (2013) demonstrated that even with anisotropic diffusion and CR feedback alone, efficient largescale winds can be driven out of galaxies. Pakmor et al. (2016) showed that winds develop significantly later with anisotropic diffusion compared to isotropic diffusion. In simulations of a stratified disc, Girichidis et al. (2016) showed that including CRs thickens the galactic disc and leads to the formation of a warm and neutral galactic atmosphere providing a mass reservoir for galactic winds and outflows, as opposed to feedback without CRs that produces hot and ionized outflows. Ruszkowski et al. (2017) included CR streaming in numerical galactic MHD simulations. They found that the inclusion of CR streaming and anisotropic diffusion can have a significant effect on wind launching and mass loading factors. They also found that the presence of moderately super-alfvénic CR streaming greatly enhances the efficiency of galactic wind driving. However Holguin et al. (2018), by taking into account realistic streaming instability suppression in the presence of turbulence that results in higher streaming speeds, found that the mass loading factor drops significantly as the strength of turbulence increases. Butsky & Quinn (2018), simulating a suite of isolated Milky Way-type disc galaxies, found that CR feedback suppresses star formation by supporting thermal gas against collapse, that models with CR transport drive strong outflows and reproduce the multiphase temperature and ionization structure of the circumgalactic medium, but that the simulated circumgalactic medium strongly depends on CR transport model. Girichidis et al. (2018) studied the impact of CR-driven galactic outflows from a multiphase ISM, and found that simulations including CR have denser, colder and slower outflows. Performing computations of resonant Lyman-α radiation transfer through snapshots of a suite of stratified disc simulations, Gronke et al. (2018) found that the absence of CR feedback leads to spectra incompatible with observations due to the smoother neutral gas distribution of CR supported outflows. Jacob et al. (2018) performed a parameter study varying the halo mass, the diffusion coefficient and the CR injection fraction and found that CRs are only able to drive winds in halos with masses < 10 12 M and that the mass loading factor drops with virial mass. Chan et al. (2018) presented isolated simulations of dwarf and L galaxies including CR feedback. They found that only constant isotropic diffusion coefficients of 3 × 10 28-29 cm 2 s -1 reproduce observations of γ-ray emission. With advection-only or streaming-only models (even when allowing for super-Alfvenic streaming speeds) too large γ-ray luminosities are obtained. However, the effects of CRs on SFR and gas density distributions that they obtained are relatively modest.

In a cosmological context, Jubelgas et al. (2008) studied the impact of CR acceleration on structure formation shocks and showed that CRs can significantly reduce the star formation efficiency of small galaxies. Wadepuhl & Springel (2011) performed hydrodynamical simulations of the formation of Milky Way sized galaxies and found that simulations including CRs match the faint-end of the galaxy luminosity function. Salem et al. (2014) performed cosmological zoom-in simulations of a 10 12 M halo and found that CRs generate thin, extended discs with a significantly more realistic rotation curve. Chen et al. (2016) performed cosmological zoom in simulations of dwarf galaxies; their simulations retrieve the observed baryonic Tully-Fisher relation and produce smoother SFRs than the bursty SFRs obtained with a thermal component only, but lead to too many stars and to the presence of DM cusps. Recently, Hopkins et al. (2019) presented the study of a large suite of high-resolution cosmological zoom-in simulations. They found that CRs have relatively weak effects on dwarf galaxies at redshifts above 1 -2 for diffusion coefficient that match observations of γ-ray emission. Overall, those numerical studies that have included CR transport and studied wind properties agree that CRs increase the mass loading and the density of galactic winds.

In the present work, we study the impact of CR feedback released by SNe on galaxies and wind formation using high resolution MHD simulations of dwarf galaxies of halo mass of 10 10 M and 10 11 M , and varying the physics of CRs (isotropic or anisotropic diffusion, with different values of the diffusion coefficient, and testing for the effect of the streaming instability). This chapter is structured as follows. In Section 5.2, we describe the setup of our isolated galaxy disc simulations. In Section 5.3, we present the results of our analysis on the most massive dwarf galaxy, focusing on the suppression of star formation, the density distribution in the ISM, the generation of outflows, the distribution of CR energy and the evolution of the magnetic field. We also discuss how these results depend on the CR transport model. In section 5.4 we discuss the dependency of CR-driven winds on halo mass. In Section 5.5, we examine how these results converge with numerical resolution. In section 5.6 we test the dependency on the initial topology of the magnetic field. We discuss and summarize our results in Section 5.7.

Simulations and methods

Using the adapative mesh refinement code ramses (Teyssier, 2002), we run idealized simulations of rotating isolated disc galaxies, consisting of gas and stars, embedded in a DM halo. The equations of ideal MHD (Fromang et al., 2006b) are computed using the Harten-Lax-van Lear-Discontinuities Riemann solver from Miyoshi & Kusano (2005b) and the MinMod slope limiter to construct variables at cell interfaces from the cell-centred values. The induction equation evolving the magnetic field is solved using constrained transport on the adaptive grid (Teyssier et al., 2006), which guarantees that the divergence of the magnetic field is zero at machine precision. Here we provide a short description of the simulation setup as well as the physical modules used, described in detail in Rosdahl et al. (2017). We use the method introduced by Dubois & Commerçon (2016) for solving the anisotropic diffusion of CR energy i.e. using an implicit finite-volume method in the ramses code. We detail CR magnetohydrodynamics in paragraph 5.2.7. Table 5.1: Simulation initial conditions and parameters for the disc galaxy modeled in this chapter. The listed parameters are, from left to right: M halo : DM halo mass, R vir : halo virial radius (defined as the radius within which the DM density is 200 times the critical density at redshift zero), v circ : circular velocity at the virial radius, L box : simulation box length, M disc : disc galaxy mass in baryons (stars+gas), M bulge : stellar bulge mass, f gas : disc gas fraction, N part : number of DM/stellar particles, m * : mass of stellar particles formed during the simulations, ∆ xmax : coarsest cell resolution, ∆ xmin : finest cell resolution, Z disc : disc metallicity. 
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Initial conditions

The main parameters for the simulated galaxies and their host DM haloes are presented in Table 5.1. Similar simulation settings were used in Rosdahl et al. (2015Rosdahl et al. ( , 2017)). The initial conditions are generated with the makedisc code (Springel et al., 2005). We focus most of our analysis on the higher mass galaxy that we name G9. The rotating isolated galaxy of G9 has a baryonic mass of M bar = M disc + M bulge = 3.8 × 10 9 M , with an initial gas fraction of f gas = 0.5, and is hosted by a DM halo of mass M halo = 10 11 M . We also compare, at the same spatial resolution, a less detailed set of results for feedback models in a ten times less massive galaxy, that we name G8, with a baryonic mass M bar = 3.8 × 10 8 M , f gas = 0.5 and M halo = 10 10 M . Each simulation is run for 250 Myr that is 2.5 orbital times at the scale radii of G8 and G9.

The DM halo follows the NFW density profile of Navarro, Frenk & White (1997), with a concentration parameter c = 10 and spin parameter λ = 0.04 (Bullock et al., 2001). The DM is modeled by 10 6 collisionless particles, hence the galaxy halo has a DM mass resolution of 10 5 M for G9 and 10 4 M for G8. The initial disc consists of stars and gas, both set up with density profiles that are exponential in radius and Gaussian in height from the mid-plane (scale radius of 0.7 kpc for the G8 galaxy and 1.5 kpc for the G9 galaxy; scale height of one-tenth of the scale radius). The G8 and G9 galaxies contain a stellar bulge with masses and scale radii both one-tenth that of the disc. The initial stellar particle number is 1.1 × 10 6 , a million of which are in the disc and the remainder in the bulge. The mass of the initial stellar particles is 1.7 × 10 2 M for G8 and 1.7 × 10 3 M for G9 (close to the masses of stellar particles formed during the simulation for G9, but ten times smaller for G8). While contributing to the dynamical evolution and gravitational potential of the rotating galaxy disc, the initial stellar particles do not explode as SNe. The temperature of the gas discs is initialized to a uniform T = 10 4 K and the ISM metallicity Z disc is set to 0.1 for the G8 and G9 galaxies. The circumgalactic medium initially consists of a homogeneous hot and diffuse gas, with n H = 10 -6 cm -3 , T = 10 6 K and zero metallicity. The cutoff radii and heights for the gas discs are chosen to minimize the density contrast between the disc edges and the circumgalactic medium. The square box widths for the G8 and G9 galaxies are 150 kpc and 300 kpc, respectively, and we use outflow (i.e. zero gradient) boundary conditions on all sides.

Magnetic field

The initial magnetic field vector B is obtained by defining an initial value of the magnetic potential vector, so that the reconstruction of B = ∇ × A ensures ∇ • B = 0 (Dubois & Teyssier, 2010). A toroidal B field is obtained by setting the value of A to

A = 3 2 B 0 r 0 ρ ρ 0 2/3 e z , ( 5.1) 
where e z is the z-cartesian unit vector, and ρ is the gas density profile as defined in the disc within the vertical and radial cutoffs, ρ 0 its normalization (∼ 15cm -3 for both G8 and G9) and r 0 its scale radius (1.5 kpc for G9 and 0.7 kpc for G8). B 0 is set to 1 µG. With this parametrization, a toroidal magnetic field with only non-zero initial components B x and B y is produced with a density-dependency ρ 2/3 that mimics the effect of pure compression of magnetic field lines in the disc. In section 5.6, we test the influence of the initial topology of the magnetic field by changing the initial topology from toroidal to poloidal.

Adaptive refinement

Each refinement level uses half the cell width of the next coarser level, starting at the box width at the first level. Our simulations start at level 7 in a box of size L box = 300 kpc for G9 and L box = 150 kpc for G8, corresponding to a coarse resolution of 128 3 cells, and adaptively refine up to a maximum level 15 for G9 and level 14 for G8, corresponding to a minimum cell width of ∆x min = 9 pc. A cell is refined (derefined) up to the maximum level (respectively down to level 7) if its total mass exceeds 8 times 10 3 M (respectively is below 10 3 M ), or if its width exceeds a quarter of the local Jeans length. In section 5.5, we perform a convergence study for the G9 galaxy, where the finest level is set to 14.

Gas cooling

Gas can radiatively cool down to a minimum temperature of 10 3 K (but further due to adiabatic expansion) following Sutherland & Dopita (1993b) for metal-dependant cooling rates above 10 4 K, and Rosen & Bregman (1995) below. We start with an initial metallicity of 0.1 Z that we keep constant (no release of metals by stellar evolution). We include heating of diffuse gas from a redshift zero Haardt & Madau (1996) UV background, and enforce an exponential damping of the UV radiation above the self-shielding density of n = 10 -2 cm -3 .

Star formation

Our star formation model follows a Kennicutt-Schmidt law, ρ * = * ρ/t ff (Kennicutt, 1998b;Krumholz & Tan, 2007) where ρ * is the SFR density, * = 0.02 the constant star formation efficiency, ρ the gas density and t ff is the free fall time of the gas. Star particles of mass m * = 2 × 10 3 M are formed stochastically using a Poissonian distribution (see Rasera & Teyssier 2006 for details), in cells that exceed the star formation number density threshold n 0 = 80 cm -3 and with a temperature below 3 × 10 3 K.

To prevent numerical fragmentation of gas below the Jeans scale (Truelove et al., 1997), an artificial 'Jeans pressure' is maintained in each gas cell in addition to the thermal pressure. In terms of an effective temperature, it can be written as T J = T 0 n H /n 0 , where we have set T 0 = 10 3 K (and n 0 is the aforementioned star formation threshold), to ensure that the Jeans length is resolved by a minimum number of 7 cell widths at any density (see equation 3 in Rosdahl et al. 2015). The pressure floor is non-thermal, in the sense that the gas temperature that is evolved in the thermochemistry is the difference between the total temperature and the floor -therefore, we can have T T J .

Supernova feedback

SN feedback is performed with single and instantaneous injections per stellar population particle t SN = 5 Myr after it has formed. Each stellar particle has an energy (E SN ) and mass (m ej ) injection budget of

E SN = 10 51 η SN m * m SN erg , ( 5.2 
)

m ej = η SN m * , ( 5.3) 
respectively. Here, η SN is the fraction of stellar mass that is recycled into SN ejecta; m SN is the average stellar mass of a type II SN progenitor, and m * is the mass of a stellar particle. Assuming a Chabrier (2003) initial mass function, we set η SN = 0.2, and m SN = 20M . At each SN explosion, 0.1E SN is released in the form of CR energy in the cell hosting the SNR (see section 5.2.7 for a description of CR physics). For the energy associated to the thermal component (0.9E SN ), we use the mechanical feedback prescription detailed in Kimm & Cen (2014) and Kimm et al. (2015). In this method, the momentum is deposited into the neighbour cells of a SN hosting cell, with the magnitude adaptively depending on whether the adiabatic phase of the SN remnant is captured by this bunch of cells and the mass within them, or whether the momentum-conserving (snowplow) phase is expected to have already developed on this scale. If the energy-conserving phase is resolved, the momentum is given by energy conservation, while if it is unresolved, the final momentum, which depends via the cooling efficiency on the density and metallicity, is given by Blondin et al. (1998);[START_REF] Thorne | Black holes and time warps: Einstein's outrageous legacy[END_REF]. We inject CR energy into the cell hosting the SN and neighboring cells using the same relative weights as for the mass and momentum, to determine the CR energy assigned to each neighbor.

Note that CR injection could affect the SNR evolution itself and change the subgrid prescription for mechanical feedback: as a relativistic fluid (γ CR = 4/3), CRs suffer less adiabatic loss than the thermal gas, so that at late times they dominate thermal pressure. Most importantly, CR energy has longer cooling time scales than the thermal energy, and is not radiated away during the snowplow phase, but rather continues to support SNR expansion (Diesing & Caprioli, 2018). In future work, we will investigate how the momentum deposition of SNR is affected by the presence of CRs, but that is beyond the scope of this work.

(P th ) and CR (P CR ) pressures, i.e. P tot = P th + P CR + B 2 /8π, where P CR and P th are related to their energy density with e th = 1/(γ -1)P th and e CR = 1/(γ CR -1)P CR , with γ = 5/3 and γ CR = 4/3 for a purely monoatomic ideal thermal component and a fully relativistic population of CRs; g is the gravitational field; ṗSN is the source therm for momentum injection by SNe; Q th is the thermal energy source term and includes UV background heating as well as CR collisional heating due to Coulomb collisions (Guo & Oh, 2008); Q CR is the energy source term for CRs from SNe explosions; Λ rad is the radiative cooling of the thermal component; Λ CR is the total CR energy loss rate due to Coulomb and hadronic collisions (Guo & Oh, 2008): Λ CR = 7.51 × 10 -16 (n e /cm -3 )(e CR /erg cm -3 ) erg s -1 cm -3 , with a corresponding reinjection to the thermal component of 2.63 × 10 -16 (n e /cm -3 )(e CR /erg cm -3 ) erg s -1 cm -3 included in Q th . The CR anisotropic diffusion term -∇ • (-κ b( b.∇)e CR ) (where b is the magnetic field unit vector) is solved with the implicit solver of Dubois & Commerçon (2016), and the value of the constant diffusion coefficient κ is varied within the range [3 × 10 27 , 10 29 ] cm 2 s -1 (see table 5.2). Note that we add a small isotropic component at the level of 10 -2 times the value of the fully anisotropic diffusion coefficient (see Dubois & Commerçon, 2016, for details). As CRs interact with Alfvén waves, they stream along their own gradient of pressure. This streaming of CRs is represented by the advection term F st = f b u st (e CR + P CR ) and the associated cooling (for CRs) and heating (for the thermal component) term -u st .∇P CR , where

u st = sign( b.∇e CR ) u A is the CR streaming velocity ( u A = B/ √ ρ) is the Alfvén speed,
thus, the streaming is also fully anisotropic along the magnetic field lines). f b is the boost factor of the streaming velocity and accounts for the fact that Alfvén waves experience damping by various mechanisms, in particular by ion-neutral friction, non-linear Landau damping, or turbulent damping (e.g. [START_REF] Kulsrud | Plasma physics for astrophysics[END_REF]Yan & Lazarian, 2002;Wiener et al., 2013): as a result of this damping, CR motion will be super-Alfvénic to a degree depending on the damping rate. We boost the advection term of streaming by f b = 4 (but not the heating term of streaming, see Ruszkowski et al., 2017, for details) . While the heating term of streaming is straightforward to implement with a finite-differentiation, the advection term of streaming, if solved with a standard explicit Godunov-like approach puts stringent constraints on the time step ∆t ∝ ∆x 3 due to the non-continuous nature of the streaming velocity at energy extrema (see Sharma et al., 2009, for discussion). A manipulation of the different terms in the streaming flux allows one to express this term equivalently as a pure diffusion term, which can then be added to the constant diffusion term κ, and to use the implicit solver for anisotropic diffusion and streaming (see Dubois et al., 2019b, for details and tests of the method).

For our fiducial galaxy G9, we run 8 different models: a run without CRs ("noCR"); a run with CR injection but no transport ("Advection"); a run with isotropic diffusion of CRs ("Isodiff"); 4 runs with anisotropic diffusion where we vary the value of the diffusion coefficient κ parallel to the magnetic field; one run with streaming where we use a boost factor f boost = 4 ("Streaming boost"). We present in table 5.2 the different CR models presented in this work. The Isodiff model has been run with a diffusion coefficient of κ = 3 × 10 27 cm 2 s -1 : since in that model, CR diffusion is identical in all directions, the amount of CR diffusion is expected to be theoretically equivalent to the anisotropic diffusion run with κ = 1 × 10 28 cm 2 s -1 .

Numerically, in the implicit diffusion solver (Dubois & Commerçon, 2016), the computation of the flux at a cell interface includes a transverse gradient of CR energy density, and therefore it is not guaranteed that the flux flows from the high CR energy cell to the low CR energy cell.

Thus, the CR energy can become negative, and has to be readjusted. This translates into a spurious CR energy injection upon SN explosions, that depends on the diffusion coefficient: namely at each SN explosion, an additional 3%, 7%, 12%, 15% of CR energy (relative to the expected CR energy to be injected) is injected for diffusion coefficients of respectively 3 × 10 27 cm 2 s -1 , 1 × 10 28 cm 2 s -1 , 3 × 10 28 cm 2 s -1 , 1 × 10 29 cm 2 s -1 .

Case study of the G9 galaxy

We begin by comparing the different models of CR injection and transport on the wind and ISM morphology, star formation, outflow generation, an CR energy distribution of the G9 galaxy

Galaxy and wind morphologies in G9

Figures 5.1 and 5.2 show the density, the velocity, the sum of CR and thermal pressures and the ratio of CR to thermal pressures in 15 kpc-wide slices of the G9 galaxy viewed edge-on. Without CR injection (noCR), a low density wind (≤ 10 -3 cm -3 ) is generated with velocities of a few hundred km s -1 . With the injection of CR energy without any transport (Advection), the disc is puffed up but the wind is much weaker. CR streaming allows for a mild wind formation, weaker than in the simulations with CR diffusion. When adding isotropic diffusion of CRs, the wind is 10 -100 times denser with similar velocities to the noCR case. The sum of CR and thermal pressures at 1-5 kpc from the mid-plane increases by 2 orders of magnitude and mainly consists of CR pressure. This strong effect on wind density and pressure is slightly mitigated but still substantial when modeling anisotropic diffusion. As already pointed out, the amount of CR diffusion in the Isodiff run is roughly equal to that of the anisotropic run with κ = 1 × 10 28 cm 2 s -1 , but one sees that the wind is weaker in the κ = 1 × 10 28 cm 2 s -1 compared to the Isodiff run, which suggests that the azimuthal component of the magnetic field is stronger than its vertical component. We confirm this later in Fig. 5.13. The velocity of the winds increases with the anisotropic diffusion coefficient, and the density in the first 5 kpc away from the disc plane decreases at higher diffusion coefficients. Figures 5.3 and 5.4 show the differences between the different models for the G9 galaxy viewed face-on. Unlike in the edge-on view, the density distributions in the ISM are more similar visually, but smoother with CR injection, as opposed to the presence of large pockets of low density gas in the noCR simulation. The injection of CR smooths the density distribution (see Fig. 5.6) this effect is mitigated at higher diffusion coefficient, because CR energy diffuses out more quickly. The sum of CR and thermal pressures in the disc increases by 1 -2 orders of magnitude when adding CRs, and is either dominated by CR pressure, or equally distributed between CR and thermal pressure.

Density distribution and star formation in G9

Figure 5.5 shows the SFR and stellar mass of the G9 galaxy as a function of time. Adding CR injection from SNe reduces the SFR by a factor of 2-3 after 250 Myr. The simulation without any CR transport (Advection) is the most efficient at reducing the SFR because the CR pressure is only advected with the gas and therefore remains in the star forming regions where it smooths out the highest densities (see Fig. 5.6) and regulates gas infall in dense 2019), we find that overall, CR injection has a modest effect on star formation. The simulations with the higher diffusion coefficient is where the SFR is the least affected because, as already pointed out, CR energy escapes from the star forming regions and the pressure support against gravitational collapse in the ISM is weaker than for lower diffusion coefficients (see section 5.3.4). The Streaming Boost simulation presents similar star formation and stellar mass to the Advection model. Figure 5.6 shows the instantaneous mass-weighted probability density function (PDF) of the density in the ISM (within a disc of 10 kpc radius and 4 kpc height) at six different times throughout the simulation, for the eight different models. The injection of CR energy systematically reduces the fraction of gas above the density threshold for star formation, which explains the decrease of the SFR observed in Fig 5 .5. The Advection model is the one where that fraction is the most suppressed, the reason being that the CR-pressure support in the star forming regions is higher because the injected energy does not escape: we will see in section 5.3.4 that the confinement of CRs in higher density regions also leads to more CR-energy loss since CR cooling is higher at higher densities. Conversely, CR injection increases the amount of gas at lower densities, and this effect is larger for larger diffusion coefficient and for isotropic diffusion, and CR streaming is the transport model for which this effect is the weakest.

Outflows and mass loading in G9

In Fig. 5.7, we compare the time-evolution of outflows from the G9 galaxy in the different models. We measure the galactic-wide outflow properties across planes parallel to the galaxy disc, at a distance of 2 kpc in the left-hand panels and further out at 10 kpc in the right-hand panels. We show the mass outflow rate, the mass loading factor (the mass outflow rate divided by the SFR), the mass-weighted average velocity and the mass-weighted average density. To measure the mass outflow rate, we select the cells that cross the plane across which we compute the outflow rate, and sum the outflow rates ṁcell , obtained in individual cells as: ṁcell = ρ cell u z,cell ∆ 2

x,cell , where ρ cell , u z,cell and ∆ x,cell are the cell gas density, gas vertical velocity and size. We select only the gas that is outflowing, i.e. that has a vertical velocity that is positive above the plane of the disc and negative below the plane of the disc. All quantities are very similar in the first 50 Myr, but the outflow rate quickly drops without CR injection or with CR injection but without transport, in the noCR and Advection models. In the Advection model, the lack of CR transport prevents the generation of outflows: the amount of outflowing gas is weaker than in the absence of CR energy, perhaps because the SN bubbles have more difficulty breaking out from the disc that is puffed up by CR pressure. The outflow rate with in the Streaming Boost simulation is very similar to the Advection case at early times and rises to higher values at later times, but the outflow rate is sill weaker than with the other transport models. The mass outflow rate is higher when allowing for CR diffusion: CR energy is allowed to escape high density regions and accelerate more diffuse gas, that is accelerated at higher velocities than dense gas. The isotropic diffusion model and anisotropic diffusion with κ = 3 × 10 28 -1 × 10 29 cm 2 s -1 are the most efficient at driving winds: more that 10 times more gas is driven out of the 2 kpc and 10 kpc planes compared to the noCR case. The mass-averaged outflow velocity is less affected by the injection of Outflow rate [M yr In the Advection-only model, the lack of CR transport prevents the generation of sustained outflows. The outflow rate in the Streaming Boost simulation is very similar to the Advection case at early times and rises to higher values at later times, but the outflow rate is sill weaker than with the other transport models. The isotropic diffusion model and anisotropic diffusion with κ = 3 × 10 28 -1 × 10 29 cm 2 s -1 are more than 10 times more efficient at driving winds compared to the noCR case. The mass average outflow velocity is less affected by the injection of CRs: it is increased at most by a factor of 2 for the highest diffusion coefficient, and is even lower for κ = 3 × 10 27 cm 2 s -1 .
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CRs: it is increased at most by a factor of 2 for the highest diffusion coefficient, and for the lowest diffusion coefficient, it is even lower than in the noCR model. In the Isodiff run, the amount of CR diffusion is expected to be equivalent to the anisotropic diffusion run with κ = 10 28 cm 2 s -1 for a randomly oriented magnetic field. However, the wind mass loading is roughly 2 -3 times stronger in the Isodiff run, indicating that field lines in the disc are, indeed, preferentially within the plane of the galaxy suppressing the effective vertical diffusion of CRs (see section 5.3.5). The wind after 250 Myr is ∼ 5 times denser with CR injection and diffusion with high diffusion coefficients than without CR injection.

Figure 5.8 shows edge-on slices of the ratio of the gradient of the thermal (panels a) and CR (panels b) pressures over the vertical gravitational force in the different runs. A positive (red) ratio corresponds to a pressure gradient that pushes outwards. In the absence of CR injection or transport (noCR and Advection), the pressure above and below the mid-plane is dominated by the thermal pressure gradient, which is maximal in shocked regions. When including CR transport, the gradient of the CR pressure is much higher than that of the thermal pressure, and the gradient of the thermal pressure is lower than without CR transport because less shocks form: the reason is that above and below the plane, the pressure is dominated by CR pressure (as shown in Fig. 5.1), of which the distribution is very smooth thanks to the transport of CR energy. One sees that with anisotropic diffusion, unlike with isotropic diffusion, the gradient of the thermal pressure is slightly higher in the wind, which stems from the fact that with anisotropic diffusion, CR transport is a hundred times smaller in the directions perpendicular to the magnetic field: this slightly mitigates the smoothness of the total pressure, and therefore shocks are more frequent. The ratio of the thermal pressure gradient to gravity exceeds unity only within shocks whereas the CR pressure gradient in the wind becomes uniformly greater (2 to 10 times) than the gravitational pull for κ ≥ 3 × 10 28 cm 2 s -1 . Our results agree with that of Girichidis et al. (2018), where it is found that, when including CR diffusion, above ∼ 1 kpc away from the mid-plane, CRs provide the dominant gas acceleration mechanism. Figure 5.9 shows the temperature-density phase diagrams in the outflowing gas after 250 Myr for each model. We use a lower threshold of 10 km s -1 to detect the outflowing gas, selected only above 2 kpc from the disc plane. Without CR injection, the densest (10 -4 -10 -3 cm -3 ) component of the outflowing gas has temperatures of 10 4.5 -10 5.5 K. When including CR injection with transport, that component is colder (10 4 K) and denser (10 -4 -10 -2 cm -3 ), in agreement with recent work from Girichidis et al. (2018) who simulated detailed slabs of the ISM. Interestingly, the temperature of the wind in the isotropic case is much more uniform than when modeling anisotropic diffusion: again, this is due to the fact that anisotropic diffusion is very small in the directions perpendicular to the magnetic field which reduces the smoothness of the total pressure, and shocks are more frequent, which complicates the temperature distribution of the outflow compared to the isotropic case. With CR injection but no CR transport (Advection), the wind component is almost nonexistent, as previously described, and the wind component is very weak for CR streaming but has the same temperatures as with CR diffusion. A positive (red) ratio corresponds to a pressure gradient that pushes outwards. A linear threshold of 1 is used for the symmetric logarithmic colorbar. In the absence of CR injection or transport (noCR and Advection), the pressure above and below the mid-plane is dominated by thermal pressure gradient that is maximal in shocked regions. When including CR transport, the gradient of the CR pressure is much higher than that of the thermal pressure, and the gradient of the thermal pressure is lower and less shocks form. The ratio of the thermal pressure gradient to gravity exceeds unity only within shocks whereas the CR pressure gradient in the wind becomes uniformly greater (2 to 10 times) than the gravitational pull for κ ≥ 3 × 10 28 cm 2 s -1 . 
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.10: Total CR energy in the box the different runs of the G9 galaxy. The higher the diffusion coefficient, the higher the CR energy: the reason is that the more CRs can diffuse, the more they can escape high gas density and CR-energy-density regions where the CR cooling rate is higher. At the beginning of the simulation, with isotropic diffusion, CR energy quickly escapes in directions perpendicular to the disc, whereas it remains trapped in the disc for anisotropic diffusion.

Fate of the cosmic ray energy

Figure 5.10 shows the total CR energy in the simulated box for the different runs. The amount of CR energy in the box at a given time increases with the diffusion coefficient, the reason being that it escapes more efficiently the high density star-forming regions where it is injected, and where the cooling rate is higher. The total energy in the Advection run is lower for two reasons: first because the SFR is lower and therefore the total CR injection is weaker, second because the injected CR energy stays confined in the higher density regions from where it can escape only by advection with the gas, and therefore it looses energy to CR cooling (cf. Fig. 5.11 below). In the Isodiff run, CR energy rises faster because it does not have to follow the magnetic field lines, thereby avoiding more rapid cooling in the higher density disc. Conversely, in the anisotropic diffusion, the energy injected in the disc stays trapped in it for longer times. At later times, however, the amount of CR energy in the anisotropic diffusion simulation with κ = 3 × 10 28 -1 × 10 29 cm 2 s -1 is higher than in the Isodiff run because the SFR in that simulation being higher, CR energy injection is higher too, which compensates for the higher cooling rates.

Figure 5.11 displays the sum of hadronic and Coulomb CR energy losses relative to the total energy in the box (upper panel), as well as adiabatic losses1 (bottom panel), i.e. CR energy exchanges with the gas via compression and expansion (the volumic rate of CR adiabatic losses expresses as -P CR ∇ • u). In the bottom panel, we also show the losses due to Alfén wave heating in the Streaming boost simulations ( -u st • ∇P CR ). We find that Alfén wave heating is subdominant and that adiabatic losses are mainly subdominant except in the Isodiff and anisotropic diffusion runs with high diffusion coefficient simulations. In accordance with previous work (Girichidis et al., 2018;Chan et al., 2018;Hopkins et al., 2019), we find that the hadronic and Coulomb cooling rate is higher for lower diffusion. The reason is that CR energy spends more time in dense regions where the CR cooling rate is higher, as shown in Fig. 5.12, which shows, at different times, the instantaneous PDF of the density in the disc, weighted by CR energy: it shows the densities at which bulk of CR energy lies. One sees that in the Advection model, CR energy is concentrated in regions with densities that are higher than when including diffusion, and CR diffusion allows CR energy to populate lower density regions, where the cooling time is longer.

Magnetic field evolution

We show in Fig. 5.13 the evolution of the vertical component -perpendicular to the discof the magnetic field for the different runs, in the disc (panels a,b) and in the wind (panels c,d), and the norm of the magnetic field vector in the wind (panel e). This is particularly relevant to CR transport since CR streaming and anisotropic diffusion are along magnetic field lines. If the vertical component is strong, CR energy can escape from the disc to more diffuse and higher altitude regions. Conversely, if the magnetic field lines are parallel to the disc, CR energy is confined at lower altitudes close to the disc. In the disc (panel a), the amplification of the vertical component of the magnetic field is very similar in the different runs, although the noCR runs stands out with a slightly higher amplification. As shown in panel b, the vertical component is on average 2 -3 times lower than the value for a randomly oriented field -where one would have 1/ √ 3 × | B| -, which shows that in the disc, the magnetic field lines are dominated by their azimuthal component. Therefore, when the transport is anisotropic, CRs are more confined in the disc because they follow the magnetic field lines, as opposed to isotropic diffusion. This explains the fact that isotropic diffusion with κ = 3 × 10 27 cm 2 s -1 is more efficient at generating winds than the anisotropic run with κ = 1 × 10 28 cm 2 s -1 since field lines are more likely to be within the plane of the disc than along the direction of propagation of the galactic wind.

In the wind (panel c), a clear difference appears when adding diffusion (isotropic or anisotropic): the vertical component is more than ten times greater with CR injection and diffusion than without CR injection. As shown in panel d, this difference is partly due to the fact that the vertical component is greater (relative to the total amplitude of the magnetic field) in the runs with diffusion, but the main reason is that the total amplitude of the magnetic field is greater in the wind, as shown in panel e. One sees that in the anisotropic diffusion runs, the vertical component is roughly 3 to 4 times smaller than the norm of the magnetic field, which means that the field in the wind is also dominated by its azimuthal component: this also explains the fact that isotropic diffusion is more efficient at generating Adiabatic losses (+Streaming losses) κ = 3 × 10 27 cm 2 s -1 κ = 1 × 10 28 cm 2 s -1 κ = 3 × 10 28 cm 2 s -1 κ = 1 × 10 29 cm 2 s -1 Advection Isodiff (3 × 10 27 cm 2 s -1 ) Streaming Boost Streaming losses . We find that the cooling rate is higher for lower diffusion. We wind that adiabatic losses are subdominant except in the isotropic and anisotropic diffusion simulations with the highest diffusion coefficients. The black dotted line corresponds to the streaming losses (u st • ∇P CR ) in the 'Streaming Boost' simulation. (a)

noCR Advection Isodiff (3 × 10 27 cm 2 s -1 ) Streaming Boost κ = 3 × 10 27 cm 2 s -1 κ = 1 × 10 28 cm 2 s -1 κ = 3 × 10 28 cm 2 s -1 κ = 1 × 10 29 cm 2 s -1 κ = 1 × 10 28 cm 2 s -1 Poloidal In the wind, a clear difference appears when adding diffusion (isotropic or anisotropic), and the vertical component is more than ten times greater with CR injection and diffusion than without CR injection. The blue dotted line is discussed in section 5.6.

Galaxy/Halo mass dependency

winds than the anisotropic run with κ = 10 28 cm 2 s -1 because more CR energy is transported vertically. Nonetheless, the magnetic field lines are more vertical in the wind than they are in the disc indicating that the launching of the wind is able to open up the strongly azimuthal field lines from the disc. The higher values of the magnetic field in the wind in the runs with diffusion come from the largest densities in the wind, as magnetic field scales with density (not shown here, but the scaling of the magnetic field shows a linear dependency with density with a large scatter) in agreement with Pakmor et al. (2016). The magnetic field in the disc quickly increases -as a result of both differential rotation (Dubois & Teyssier, 2010), turbulent dynamo (?) or in combination with CRs (Hanasz et al., 2004) -in the first 100 Myr until it reach a saturated value of < B > mw,disc at a few µG. This sheds light onto the delay for the Streaming run to operate: the characteristic wave speed of the streaming instability is the Alfvén velocity (here boosted by a factor of 4), and until the magnetic field reaches rough equipartition with the kinetic and thermal energy in the disc, the Alfvén velocity cannot compete with others characteristic velocities of the flow. It is possible to estimate crudely the expected effect of streaming in comparison to diffusion. Considering star forming clouds of size of L c 50pc, the characteristic diffusion velocity is u D = κ/L c , hence, for κ = 3 × 10 27 cm 2 s -1 , we obtain u D = 195 km s -1 . The (boosted) streaming velocity in comparison is of the order u st = 20 km s -1 for a magnetic field of 2 µG and a gas density of 10 cm -3 , well below the velocity of the smallest diffusion coefficient used here.

Galaxy/Halo mass dependency

We perform simulations of a subset of the models presented in table 5.2 for the smaller G8 galaxy. We use the same spatial resolution of 9 pc, and the same resolution for the formed stellar particle mass, although the mass of the initial stellar particles (that do not explode as SNe) is ten times smaller than for the simulations of the G9 galaxy. The DM particle mass is also 10 times smaller.

Figure 5.14 displays the SFR and the stellar mass of the G8 galaxy for the different models. The SFR appears more bursty compared to G9 as a result of having fewer star-forming clouds participating to the global SFR (Faucher-Giguère, 2018b). As a result of CR feedback, the SFR are reduced by a factor ∼ 1.5 -2 (better seen in the mass evolution), and the impact of CRs on the SFR is reduced with larger diffusion coefficients in a similar fashion to G9. The mass of formed star is reduced by a factor ∼ 1.5 -2 in the G8 galaxy (it is reduced by a factor 2-3 in the G9 galaxy). Therefore, as in the G9 galaxy, the injection of CRs in the G8 galaxy has a mild impact on star formation.

In Fig. 5.15, we show how the mass-loading (top panel), outflow rate (middle panel), and SFR (bottom panel) scale with the circular velocities of the G8/G9 galaxies and how these scalings compare with recent observations from Heckman et al. (2015) and Chisholm et al. (2017). These studies use UV absorption lines to measure outflow velocities and determine mass loss rates in nearby star-forming galaxies. The inferred mass loading factors are rather uncertain. These quantities can be directly determined in numerical simulations whereas observationally, they rely on challenging measurements and estimates, and caution is therefore needed in the interpretation of this comparison. Namely, the radius of the outflow measurement is rather uncertain. We measure the outflow at 1kpc for the G8 galaxy close 
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-1 ] noCR κ = 3 × 10 27 cm 2 s -1 κ = 1 × 10 28 cm 2 s -1 κ = 3 × 10 28 cm 2 s -1 κ = 1 × 10 29 cm 2 s -1 Advection Figure 5.14: SFR and the stellar mass of the G8 galaxy for the different models. The mass of formed star is reduced by a factor at most ∼ 2 in the G8 galaxy.

Convergence study

to the value of 2r * where r * is the half-light radius of the galaxy, following Heckman et al. (2015). We compute the circular Keplerian velocity at the galactic scale radii of the G8 and G9 galaxies. We average the outflow rate, mass loading factor and SFR between 75 and 250 Myr. Overall the SFR of the galaxies for any of the models are very similar and fall within the observed SFR. The mass loading factor and outflow rates fall significantly below the observations, especially for the G8 galaxy, despite the significant improvement due to the presence of CR feedback. Therefore, it suggests that even though the energy injection from the SFR is similar, the outflow generation is still too weak. Note that our results differ from Jacob et al. (2018) who find ten times higher mass loading factors for this mass range. This difference might stem from the differences in the initial set-up: Jacob et al. ( 2018) use an initial rotating gaseous halo in a static Hernquist potential, which might produce higher outflow rates -compared to our simulations where the gas is already settled in a disc -since the gas initially distributed in a sphere can be swept along with the outflows. However, Jacob et al. ( 2018) also find some disagreement with observations: they find that CR-driven winds drop rapidly with halo mass, much faster than in observations. Another interesting aspect is the different hierarchy of the diffusion coefficient found for G8 and G9. For instance, in the G8 galaxy, the highest diffusion coefficient is the least efficient at launching winds, whereas it is the most efficient in G9. This might stem from the fact that if CR energy escapes too quickly from the galaxy, it cannot help generating winds, and at fixed diffusion coefficient, CR energy escapes faster from a smaller size galaxy.

Convergence study

To study the convergence, we ran a subset of the simulations presented in table 5.2 of the G9 galaxy with lower spatial resolution. Since the spatial resolution is twice lower, we reduced the density threshold for star formation from 80 cm -1 for the higher resolution fiducial runs to 10 cm -1 for the lower resolution runs. The masses of the formed stellar particles and the DM particle mass are the same as in our fiducial runs. We show the results in Fig. 5.15. The SFRs are slightly higher in the higher resolution runs, and therefore the mass loading factor are slightly higher in the lower resolution run. The values of the outflow rate agree very well for the two resolutions.

Influence of the initial magnetic field topology

We test the influence of the initial magnetic field topology by running one of the models (κ = 1 × 10 28 cm 2 s -1 ) with a poloidal topology rather than toroidal. A poloidal B field is obtained by setting the value of A to .9) where x and y, are the cartesian coordinates, and ρ is the gas density profile as defined in the disc within the vertical and radial cutoffs, ρ 0 its normalization (∼ 15cm -3 for both G8 and G9) and r 0 its scale radius (1.5 kpc for G9 and 0.7 kpc for G8). B 0 is set to 1 µG. We 10 1 10 2
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Outflow rate [M yr ) and G9 (90 km s -1 ) at the galactic scale radii. For G9, some of the markers are shifted for clarity. The data points are taken from Heckman et al. (2015) and Chisholm et al. (2017). The labels with the suffix "-conv" are convergence study runs and are discussed in section 5.5. The poloidal (blue diamond) run is discussed in section 5.6.

compare the SFR and the outflows in the κ = 1 × 10 28 cm 2 s -1 simulations run with the two different magnetic field initializations: toroidal and poloidal. We show the result for the SFR, outflow rate and mass loading in Fig. 5.15 (blue diamonds). The SFR in the case of poloidal initial topology is similar to the SFR in the case of toroidial initial topology. The outflow rate is slightly higher: the reason is that the vertical component is strong in the initial poloidal topology but nonexistent in the toroidal topology and therefore CR energy escapes more easily in the vertical directions and generates more winds. Fig. 5.13 shows the evolution of the vertical component -perpendicular to the disc -of the magnetic field for the different runs, in the disc (panels a,b) and in the wind (panels c,d), and the norm of the magnetic field vector in the wind (panel e). In the disc, the vertical component evolution is very similar in all cases. In the wind, the vertical component of the magnetic field is greater with a poloidal initialization (panel c), because the norm is greater (panel e), but relative to the norm of the magnetic field in the wind, it converges to the same value (panel d).

Summary and discussion

We performed high resolution simulations of isolated disc galaxies embedded in halos of 10 10 M and 10 11 M , with and without CR injection, and with different CR transport models. We summarize below our main results:

• The amount of star formation is reduced by a factor of ∼2, which is due to the suppression of the high density tail of the density PDF by CR pressure support. Overall, the effect of CR injection has a soft effect on star formation.

• The injection of CRs significantly increases the wind generation only when diffusive transport is included. The isotropic diffusion model (κ = 3 × 10 27 cm 2 s -1 ) and anisotropic diffusion with κ = 3 × 10 28 -1 × 10 29 cm 2 s -1 are more than 10 times more efficient at driving winds than without CR injection. Outflows with CR diffusion are ten times colder and up to a hundred times denser than without CRs. The gradient of CR pressure provides the dominant gas acceleration mechanism above and below the plane of the disc.

• The injection and diffusion of CRs increases the total pressure gradient, which exceeds the gravitational pull by a factor of 2 to 10 in the wind. Conversely, the ratio of the thermal pressure gradient to gravity does not exceed unity in the wind except within shocks.

• The energy losses for CRs are higher for lower diffusion. The reason is that CR energy spends more time in dense star-forming regions where the CR cooling rate is higher. Adiabatic losses and gain are mostly subdominant, and are higher for higher diffusion coefficients.

• The streaming of CRs only plays a minor role: the star formation, outflow rates and morphology are very similar to the case without transport at all. This suggests that CR streaming is not an efficient mechanism to generate winds. Our results on CR streaming differ from Ruszkowski et al. (2017) but agree with Chan et al. (2018) and Hopkins et al. (2019).

• Although the injection and transport of CRs increases the mass outflow rate and brings our simulated mass loading factors closer to observations and in much better agreement than without CRs, the outflow rates in our simulations are still on the weak part of observed outflow rates.

Although this idealized set up of initial conditions allows for a good understanding of the physical impact of the modeled physics, such isolated disc set-up -meaning that we do not have a dense pre-existing circum-galactic medium nor realistic anisotropic gas accretion -is a limitation to how well our simulations can capture the rich interactions of galactic winds with their environment. The next step would be to run cosmological zoom-in simulations of CR feedback in dwarf galaxies, that allow to simulate dwarf galaxies with enough resolution to capture the scales relevant to stellar feedback and enough volume to take into account environmental effects and gas inflow.

There are as additional forms of stellar feedback processes at play in galaxies that we have neglected here, such as the stellar radiation from the UV producing photo-ionized bubbles or from the IR interacting with the dusty gas (Hopkins et al., 2014b;Rosdahl et al., 2015), that need to be combined with the SN release of CRs (see Chan et al., 2018). We have also simplified the process of star formation by using a constant star formation efficiency, while recent models of simulated galaxies now scale the efficiency with turbulent properties of the star forming gas [START_REF] Semenov | [END_REF]Kimm et al., 2017;Trebitsch et al., 2018;Lupi et al., 2018) calibrated on the multi-free fall models of Federrath & Klessen (2012) (based on Krumholz & McKee, 2005;Padoan & Nordlund, 2011;Hennebelle & Chabrier, 2011). Such coupling of varying star formation efficiency with the release of CRs in SNe remains to be explored.

Another shortcoming of our model is that the adopted CR physics model is simplified since it considers one single CR momentum-energy bin, and, hence, uniform energy losses and a single diffusion coefficient across the entire spectrum of CR momenta. However, in reality the diffusion coefficient and the amount of energy losses through hadronic and Coulomb losses depend on the considered CR energy. Future improvements will include several CR energy bins to account for the CR spectrum, especially since it represents a crucial observable that one can use in order to constrain wind models (Recchia et al., 2017).

Finally, the injection of CRs at shocks, with CR acceleration efficiencies depending on the structure of the background magnetic field [START_REF] Caprioli | [END_REF], might change how CRs are released into the ISM (Pais et al., 2018;Dubois et al., 2019b), and, therefore, how they propel the large-scale galactic winds. We defer this to future investigations.

Summary of this thesis

of BHs is impeded in low mass systems because SN feedback prevents the accumulation of dense gas close to the BH. However, a growing number of works report candidate AGN in nearby dwarf galaxies, which suggests that AGN feedback might play a role in dwarf galaxy evolution after all (→ chapter 3).

• Recent studies have demonstrated that CRs can drive outflows when their transport is taken into account. Perhaps they could help SN-driven outflows to match better the observations? (→ chapter 5)

• In the vicinity of a more massive galaxy, environmental effects can also heat the gas, strip it from galaxies, and prevent star formation; the lowest mass systems known are most likely all affected by these effects, since they are close to the Milky Way, our own galaxy. It is therefore primordial to constrain these effects in order to decouple them from other aspects of galaxy formation such as the nature of DM or feedback processes internal to dwarf galaxies. To our knowledge, the impact of AGN outflows on neighboring galaxies has never been explored numerically. If significant, this would have to be taken into account in the evolution of satellite galaxies (→ chapter 4).

Given this context, my supervisors, collaborators and I carried out the three following studies:

In chapter 3, we investigated the possibility of AGN feedback in dwarf galaxies. Assuming scaling relations between the relevant physical quantities, we obtained a critical halo mass below which gas removal by the AGN is possible. In a broad part of the parameter space, AGN feedback is more efficient than SN feedback. This suggests that AGN could succeed where SNe might fail. We argue that AGN could potentially have played a significant role in gas ejection in early dwarf evolution. Several observations, including the very recent first direct detection and measurement of AGN impact on the large scale kinematics and gas content in dwarf galaxies (Manzano- King et al., 2019) support the possibility of AGN-driven outflows in dwarf galaxies.

In chapter 4, I presented our work on the effects of the AGN of a central galaxy on its satellites, by comparing two sets -with and without AGN feedback -of zoom-in simulations of 27 massive galaxies with halo masses of 10 12-13.4 M at z = 0. We used the simulations without AGN feedback as a control sample to isolate the effect of the central AGN. We found that the inclusion of AGN feedback from centrals produces a significant difference in the evolution of the gas content and the star formation in the satellite galaxies, which suggests that AGN feedback from the central BH hosted by other galaxies plays a substantial role in the evolution of the satellite galaxy population. We also found that the difference between the two simulations extends as far out as five times the viral radius of the central galaxy at z = 1, suggesting that this effect could be relevant to models trying to reproduce the observed patterns of environmental quenching and perhaps to the physical origin of galactic conformity. We explored the physical mechanisms responsible for the additional quenching observed in the simulations with AGN feedback and argue that the wind from the central AGN can increase the relative velocity and temperature of the gas in the surrounding of the satellites causing a lack of gas accretion onto them.

In chapter 5 we assessed the impact of the injection of CRs by SNe in dwarf galaxies by running galactic scale Ramses high resolution (9pc) simulations of dwarf galaxies embedded in halos of 10 10 M and 10 11 M , with and without CR injection upon SN explosions. We included CR isotropic and anisotropic diffusion with various diffusion coefficients and CR streaming. We found a dependence on the diffusion coefficient in accordance with previous studies: namely, at low diffusion coefficient, the CR energy stays confined in high density regions where the CRs energy losses are highest, and higher diffusion coefficient are more efficient at driving winds. We found that the advection only of CRs is inefficient at generating winds, and that CR streaming is the least efficient CR transport mechanism at triggering outflow. The injection of CR energy in the ISM smooths out the highest gas densities. We found that the injection of CRs reduces the rate of star formation by a factor of 2-3 and increases mass outflow rate by 2 orders of magnitudes after 250 Myr for the higher diffusion coefficients. The winds are colder and denser, in agreement with recent work. However, although CRs significantly increase the efficiency of wind generation and bring outflow rates much closer to observations, our simulated outflows are still below or on the weak part of observed outflow rates.

In the next section, I provide possible improvements and follow-up to this work.

Future prospects

On the question of the importance of AGN feedback in dwarf galaxies, the question of BH growth in low mass systems remains, as already pointed out, an area that must be investigated further. As previously mentioned, most simulators find that SN feedback stunts BH growth in low mass systems, but others find significant growth (Barai et al., 2018), supported by the observations that there are at least some AGN in dwarfs accreting efficiently: this suggests that replicating the observations in numerical simulations calls for a more elaborate accretion scheme than the currently widely adopted Bondi model. Besides, it would be interesting to push the work of Koudmani et al. (2019) one step further and perform zoom-in cosmological simulations in order to capture gas inflows -still keeping a fixed BH accretion rate to control for the uncertainty on BH growth-, and cosmological evolution. Future observations are also promising and will provide more insight on the AGN population in low mass systems. [START_REF] Reines | American Astronomical Society Meeting Abstracts #233[END_REF] present the first large-scale radio search for massive BHs in dwarf galaxies using high-resolution observations with the Very Large Array (VLA). The LSST (LSST Science Collaboration et al., 2009) is optimized for studying transient astronomical events such as tidal disruption events, and Stone & Metzger (2016) showed that the rate of tidal disruption events per unit volume is sensitive to the low-mass end of the BH occupation fraction.

On the other hand, the numerical investigation as to the ability of SNe to explain dwarf galaxy evolution must also continue and our work on CR feedback has just begun. Although the mass loading factors produced by CR are still below the observed mass loadings, our work on CR feedback in dwarf galaxies still demonstrates that CR feedback greatly impacts wind generation in dwarf galaxies. As already pointed out, the isolated set-up -meaning that we do not have gas inflows or realistic tidal field -is a limitation of the model of chapter 5. The next step would be to run cosmological zoom-in simulations of CR feedback in dwarf galaxies, that allow to simulate dwarf galaxies with enough resolution to capture the scales relevant to stellar feedback and enough volume to take into account environmental effects and gas inflow. Zoom-in cosmological simulations of dwarf galaxies with CRs have been run by Chen et al. (2016). However, they do not include magnetic fields in their study, which 6.2. Future prospects would allow to account for anisotropic diffusion of CRs.

Here are other possible improvements and additional possible works on CR feedback:

• Because of their longer cooling time scales, CRs can notably change the momentum of SN blast waves during the snow-plow phase: during that phase the thermal energy is radiated away, as opposed to CR energy which can continue accelerating the shell.

A possible follow up of our work would be to see how this changes the momentum deposition by individual particles exploding as SNe and change the mechanical feedback prescription accordingly. The idea would be to use the shock finder implemented by Yohan Dubois in Ramses (Dubois et al., 2019a) to explore the physics numerically, and see how the various CR transport processes affect the momentum deposition. This could lead to an improved sub-grid prescription for the momentum injection from SN, and possibly even make up for the difference between our simulation of CR feedback in dwarf galaxies and observations.

• The star formation recipe used in the simulations presented in chapter 5 does not explicitly take into account CR pressure (i.e. only indirectly through its effect on the density distribution). One possible improvement would by to take into account CR pressure explicitly, in the computation of the effective sound speed, as detailed in section 2.3 of chapter 2.

• CRs can also be injected by AGN. A nice avenue of exploration would be to perform galactic scale simulations of dwarf galaxies, with the inclusion of a central AGN that can inject CRs. In particular, one could see how the injection of CRs by both AGN and SNe affects BH growth and the conclusion according to which SN feedback hampers BH growth and thus AGN feedback in low-mass galaxies. Generally speaking, the inclusion of CR injection by AGN is also interesting to study the interaction between jets and the ISM of galactic discs. Indeed, the diffusion of CRs accelerated in AGN jets can increase the coupling between the jet and the disc, since some of the energy can be transported from the jet to the disc even if the latter is perpendicular to the former.

One absolutely informative work would be to run a suite of magneto-hydrodynamical zoom-in cosmological simulations of dwarf galaxies including alternatively and collectively SN feedback and other forms of stellar feedback, CR injection as well as BH growth and AGN feedback.

On the question of the quenching of satellites by central AGN, future work could explore in more detail the physics of this quenching mechanism. In order to better capture the physical mechanisms in play, one could run idealized high resolution simulations of a satellite orbiting a galaxy that hosts an AGN. A great advantage of this study would be that the evolution of the satellite would not be affected by other AGN than the central galaxy, since it is one possible caveat of our chapter 4. One could control for the central BH seed mass, try different central galaxy/satellite galaxy mass regime, orbital parameters, galaxy morphologies. This could lead to recipes that could be used in semi-analytical models. The Dice code that I already mentioned provides a convenient way of initializing such initial conditions.

Acronyms

AGN Active Galactic Nucleus 14-23, 25-29, 37, 38, 53, 58, 59, 68-86, 88, 89, 91-93, 95, 99, 104, 105, 107, 112-114 AMR Adaptive Mesh Refinement 44 Black Hole 8,[14][15][16]18,[20][21][22][23][25][26][27]38,42,43,48,53,[57][58][59][68][69][70]72,75,80,81,[84][85][86][91][92][93]95,100,101,105,107,[112][113][114]Phillips & Terlevich 21,26,80 CMB Cosmic Microwave Background 4,6 CR Cosmic Ray 19,25,28,29,38,39,[42][43][44][45]49,50,54,55,57,[61][62][63][64][65][66]70,86,[112][113][114] dE Dwarf Elliptical 31 dIrr Dwarf Irregular 31, 32 DM Dark Matter 2,[6][7][8][9][10][11][12][13]16,31,[33][34][35][36][37][38][42][43][44][45]48,68,70,71,81,111 13, 18, 19, 23, 25-27, 37, 42, 44, 45, 53, 54, 57, 62, 70, 72-74, 78, 80, 90, 91, 113, 114 LG 

BH

  of the Science of galaxies . . . . . . . . . . . . . . . . . . . 1.2 Cosmological framework . . . . . . . . . . . . . . . . . . . . . . . . 1.2.1 The ΛCDM model . . . . . . . . . . . . . . . . . . . . . . . . . . . . 1.2.2 Structure formation in the ΛCDM model . . . . . . . . . . . . . . . 1.3 Posing the problem . . . . . . . . . . . . . . . . . . . . . . . . . . . 1.4 The role of baryons in galaxy formation . . . . . . . . . . . . . . . 1.4.1 Comparing dark matter only simulations to observations . . . . . . . 1.4.2 Cooling and heating in galaxy formation . . . . . . . . . . . . . . . . 1.4.3 Star formation . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 1.4.4 Massive black holes . . . . . . . . . . . . . . . . . . . . . . . . . . . . 1.4.5 Feedback in galaxy formation and Galaxy Quenching . . . . . . . . . 1.4.5.1 Stellar and supernova feedback . . . . . . . . . . . . . . . . 1.4.5.2 AGN feedback . . . . . . . . . . . . . . . . . . . . . . . . . 1.4.5.3 UV background . . . . . . . . . . . . . . . . . . . . . . . . 1.4.5.4 Cosmic ray feedback . . . . . . . . . . . . . . . . . . . . . . 1.4.5.5 Environmental effects . . . . . . . . . . . . . . . . . . . . . 1.5 Dwarf galaxies: what makes them so special? . . . . . . . . . . . 1.5.1 What are they? . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 1.5.2 A theoretical and observational puzzle . . . . . . . . . . . . . . . . . 1.5.3 Hunting and constraining dark matter . . . . . . . . . . . . . . . . . 1.5.4 Study of feedback and baryonic processes . . . . . . . . . . . . . . . 1.6 The Astrophysics of cosmic rays . . . . . . . . . . . . . . . . . . . 1.6.1 A bit of history . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 1.6.2 In situ versus remote detection . . . . . . . . . . . . . . . . . . . . . 1.6.3 Spectrum, abundances, confinement . . . . . . . . . . . . . . . . . . 1.6.4 Acceleration mechanism . . . . . . . . . . . . . . . . . . . . . . . . . 1.6.5 Transport and tranfer of energy and momentum to the ISM . . . . . 1.7 Structure and driving open questions of this thesis . . . . . . . .

Figure 1 . 1 :

 11 Figure 1.1: This figure is reproduced from(Bullock & Boylan-Kolchin, 2017). The thick black line shows the global DM mass function inferred inSheth et al. (2001). The dotted line is shifted to the left by the cosmic baryon fraction (f b , the amount of baryons relative to DM, see section 1.2) for each halo: f b M vir . This is compared to the observed stellar mass function of galaxies fromBernardi et al. (2013) (magenta stars) andWright et al. (2017) (cyan squares). One sees that the simple approximation consisting in assuming that each halo is given its cosmic share of baryons and that those baryons are converted to stars with some constant efficiency, fails to reproduce the observations. The shaded bands demonstrate a range of faint-end slopes -1.62 to -1.32: anticipating on section 1.5, this range of power laws will produce dramatic differences at the scales of the classical Milky Way satellites (M stellar 10 5-7 M ) and as we will see in section 1.5, for now this mass regime can only be explored in vicinity of our Milky Way where environmental effects are present.
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 12 Figure 1.2:Simplified schematic of an AGN (not to scale). This figure is adapted from the PhD thesis of Dr. Rebekka Bieri. AGN are comprised of several different components: the central massive BH (black dot); the accretion disc (dark orange); the broad-line region (blue, the gas in the broad line region is photoionized by photons from the accretion disc, its motion is dominated by the gravity of the BH and emission lines generated in this region are broadened by the Doppler effect); a hot corona enclosing the accretion disc; the narrow-line region is also photoionized by photons in the accretion disc, but is less dense than that in the broad line region; the dusty torus which is thought to surround the broad-line region (depending on the viewing angle, due to the obscuration by the dusty torus, the emission from the broad line region clouds may or may not be visible); jets (very collimated outflows of material), produced in some AGN that can extend several kiloparsecs from the galaxy center. Radio emission from jets is thought to be synchrotron emission from electrons accelerated in a magnetic field. The lower half describes radio-quiet AGN, whereas the upper half corresponds to radio-loud AGN.
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 13 Figure1.3: Schematic of momentum-driven (top) and energy-driven (bottom) outflows. A fast wind (typically ∼ 0.1c) impacts the interstellar gas of the host galaxy, producing an inner reverse shock slowing the wind, and an outer forward shock accelerating the swept up gas. In the momentum-driven case (top) the shocks are very narrow and cool rapidly, the thermal pressure in quicly radiated away and only the ram pressure is communicated to the outflow, leading to very low kinetic energy. In an energy-driven outflow (bottom), the shocked regions are much wider and do not cool, but rather expand adiabatically, communicating most of the kinetic energy of the wind to the outflow. The outflow radial momentum flux is therefore greater than that of the wind. This figure is reproduced fromKing & Pounds (2015) 
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 14 Figure 1.4: Figures reproduced from Reines et al. (2011) who first reported an example of a star-forming low-mass galaxy with a massive BH. The galaxy is called Henize 2-10 and is located 10 Mpc away from the Milky Way; it is a blue compact dwarf galaxy hosting a concentrated region of extreme star formation. The overall morphology of the radio emission (green contours on the top right) in the central region of the galaxy matches that of the ionized gas detected with HST (orange colour), suggesting a common origin. The AGN (white cross) is detected as a non-thermal radio source coincident with a Chandra (an X-ray space telescope) point source with hard X-ray emission. Their results confirmed that nearby star-forming dwarf galaxies can indeed form massive BHs. Note thatHebbar et al. (2019), using the X-ray spectroscopy of the candidate AGN, argue that it is also compatible with SN remnants.
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 15 Figure1.5: Images of dwarf galaxies spanning six orders of magnitude in stellar mass. Each panel shows the dwarf galaxy's name and stellar mass. The Large Magellanic Cloud, WLM, and Pegasus are dIrrs galaxies that have gas and ongoing star formation. The remaining six galaxies are gas-free dSphs with no on-going star formation. The faintest galaxies shown here are only detectable in limited volumes around the Milky Way; future surveys may reveal many more such galaxies at greater distances. This Figure is reproduced from (Bullock & Boylan-Kolchin, 2017) and the image credits are: Eckhard Slawik (LMC); ESO/Digitized Sky Survey 2 (Fornax); Massey et al. (2007; WLM, Pegasus, Phoenix); ESO (Sculptor); Mischa Schirmer (Draco), Vasily Belokurov and Sergey Koposov (Eridanus II, Pictoris I).
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 16 Figure 1.6: Illustration of the so called Missing Satellites Problem. The left panel shows the substructure within a sphere of radius 250 kpc around the center of a Milky-Way size DM halo as predicted by DM-only simulations. The right panel shows the known Milky Way satellites. Currently, there are ∼ 50 satellite galaxies of the Milky Way compared to thousands of predicted subhalos in simulations. This figure is reprduced from Bullock & Boylan-Kolchin (2017).
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 17 Figure1.7: Illustration of the Too big to fail problem. On the left panel, data points show the circular velocities of classical Milky Way satellite galaxies with M * 10 5-7 M . The circular velocity is dynamical proxy for measuring the mass. The magenta lines show the circular velocity curves of subhalos from one of the DM-only Aquarius simulations(Springel et al., 2008): they correspond to satellites that have peak maximum circular velocities above 30 km s -1 at some point in their histories, and halos that are this massive are likely resistant to strong star formation suppression by reionization and thus naively should form stars, but we do not see such massive halos around the Milky Way. The right panel shows the same problem for field dwarf galaxies.
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 18 Figure 1.8: This figure is reproduced fromOh et al. (2015). It shows on the y-axis the inner DM density slope α of the sample galaxies from LITTLE THINGS (filled circles) and THINGS (filled squares, THINGS dwarfs; open squares, THINGS disk galaxies) against their total stellar masses on the x-axis. The dashed line indicates the ΛCDM predictions from DM-only simulations. The open stars(Governato et al., 2012) and solid blue line(Di Cintio et al., 2014) show the results for from the ΛCDM simulations with baryonic feedback processes included. The observed inner density slope do not match the ΛCDM predictions without feedback and are shallower. Including baryonic feedback produces shallower cores.
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 19 Figure 1.9: Top row: Composite images of the interacting SNRs IC 443 (ESA Herschel and XMM Newton) and W44 (Chandra X-ray, DSS optical and VLA radio), along with their respective energy spectra measured by Fermi-LAT (bottom row from Ackermann et al. 2013). Both remnants show the distinctive steep rise in spectrum expected from pion-decay emission.
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 110 Figure 1.10: The flux of CRs as a function of CR particle energy in GeV summarized by the IceCube collaboration. Above an energy of ∼ 10 15 eV, the slope of the spectrum changes, at the knee of cosmic radiation. Around 10 18 eV, at the ankle, the slope changes again. Below the knee, CRs are of galactic origin only, while above the ankle they are expected to be only extragalactic.

  Figure 1.11: Schematic summary of the driving questions of my thesis
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 21 Figure 2.1: This Figure is reproduced from Dr. Maxime Trebitsch's PhD thesis. Level structure and octree shape of the grid in Ramses. A given oct points to its father cell, it's fathers neighboring cell, and each son cell point to its oct.

  .2 reproduced from Dr. Maxime Trebitsch's PhD thesis).
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 22 Figure 2.2: Adaptive et recursive structure of the time-stepping in Ramses.
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 23 Figure 2.3: Schematic of the so called staggered mesh -adapted from Teyssier (2015)used to represent to magnetic field in Ramses in order to achieve constrained transport. Note that, effectively in the code, this methods adds 3 × 2 magnetic field components to the existing minimum of 5 hydro variables (ρ, u, E).
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 31 Figure 3.1: Schematic view of the outflow structure. The accreting BH drives a wind with velocity v w . It collides with the ISM and is slowed in a strong shock at R sw . A forward shock, at R shell , is driven into the ISM. R d is the contact discontinuity between the shocked wind and the shocked ISM.
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 32 Figure 3.2: Ratio between the mechanical luminosity from the AGN and the mechanical luminosity from SNe, as a function of the halo mass, for different values of (a) the Eddington ratio χ; (b) the exponent α in the M BH -σ relation; (c) SNe wind efficiency w . For each panel, the default values for the parameters that do not vary are: χ = 0.1; α = 4.5, w = 0.1.
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 33 Figure3.3: Velocity of the shell (normalized to the escape velocity at the virial radius) as a function of the radius of the shell (normalized to the virial radius), for different halo massesfrom M halo = 10 5 M (top curve in each panel) up to M halo = 10 13 M (bottom curve in each panel), with all the integer powers of ten in between. We assume an exponent α = 4 in the M BH -σ relation. The time markers give the propagation time after, 1 Myr, 10 Myr and 100 Myr. We show the propagation for four pairs (χ, t AGN ). The critical halo mass is the greatest for which gas removal is possible, i.e. V shell (R vir ) > V esc (R vir ).
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 34 Figure 3.4: Critical halo mass below which gas removal by the AGN is possible, i.e. V shell (R vir ) > V esc (R vir ), (a) as a function of the Eddington ratio χ and t AGN , with the slope of the M BH -σ relation α = 4; (b) as a function of α and t AGN , with χ = 0.3. We show in a second colorbar the corresponding redshift according to equation (3.1a). White dashed contours indicate M crit = 10 8 M , 10 10 M and 10 12 M . In panel (a), the critical mass increases towards the upper-right corner of the panel. Therefore, for a given halo mass, gas removal is possible for the parameters (t AGN , χ) that are on the upper-right side of the corresponding white dashed contour. Similarly, in panel (b), the critical halo mass increases towards the lower-right side of the panel. Black dash-dotted contours show where the critical halo masses for AGN and SNe are equal. Note that the critical mass for SNe , at a given value of w , is constant over these plots. Since a higher critical halo mass indicates stronger feedback, black contours also split the parameter space into two regions: in panel (a), AGN feedback dominates SN feedback in areas on the upper-right side of the black contours, and vice versa; in panel (b) AGN dominate in areas on the lower-right side of the black contours, and vice versa. AGN feedback is greater than SNe feedback in a significant part of the parameter space.
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 3 Fig. 3.4 shows the critical halo mass: for each pair of parameters (t AGN , χ) (panel a) and (t AGN , α) (panel b), we compute the critical halo mass below which gas removal by the AGN is possible, i.e. for which V shell (R vir ) > V esc (R vir ). White dashed contours indicate M crit = 10 8 M , 10 10 M and 10 12 M . In panel (a), the critical mass increases towards the upper-right corner of the panel. Therefore, for a given halo mass, gas removal is possible for the parameters (t AGN , χ) that are on the upper-right side of the corresponding white dashed contour. Similarly, in panel (b), the critical halo mass increases towards the lower-right side of the panel. Black dash-dotted contours show where the critical halo masses for AGN and SNe are equal for given values of w (0.1 and 1). Note that the critical mass for SNe, at a given value of w , is constant over these plots. Since a higher critical halo mass indicates stronger feedback, these contours also split the parameter space into two regions: in panel (a), AGN feedback dominates SN feedback on the upper-right side of the black contours, SN feedback dominates AGN feedback on the lower-left side; in panel (b) AGN dominate on the lower-right side of the black contours, and vice-versa. AGN feedback is greater than SNe feedback in a significant part of the parameter space, sinceDubois & Teyssier (2008b) compute values of w smaller than 10%.In panel (a) of Fig.3.4, one sees that the contour plots for low halo masses follow straight lines with a slope of -1. This occurs because the outflow is mostly energy-driven for masses below the critical halo mass: what mostly counts is the input energy, i.e. L m t AGN , which is constant along lines of slope -1. However, the critical halo mass does not depend on t AGN above a certain value of t AGN . The reason is that the energy needs to be applied on a timescale shorter than the free-fall time of the galaxy in order to overcome gravity. Regarding the comparison with SN feedback: given a halo mass, and a value of w , the SN luminosity is uniquely defined, which means that for parameters along the contours where M crit,SN = M crit,AGN , the luminosity for SNe is uniform (e.g. L SN = 3 × 10 40 erg, for w = 1), whereas the AGN kinetic luminosity varies, and yet the critical mass is the same. The reason is that we turn off the AGN after t AGN , but do not turn off SN kinetic power. Therefore, input energy and kinetic luminosities are good first order approaches but one has to consider the timescales during which the energies are applied.In panel (b), one sees that the contour plots are closer for higher values of α, which means that the dependence of the critical halo mass as a function of t AGN at fixed α is steeper for higher values of α. The reason is that the ratio E input /E grav , which quantifies to first order the effect of the AGN on the galaxy, is a shallower function of M halo for higher values of α, for which the value of the critical halo mass is more sensitive to the normalization of that ratio, and thus to t AGN . Note that when computing the expansion of the SN wind, we do not consider the cooling of the hot interior of the bubble, which, if significant, should lower the critical halo mass for SNe and thus widen the subspace of AGN predominance.
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 35 Figure 3.5: Critical BH mass above which, for a given halo mass, AGN feedback is stronger than SN feedback for different values of (a) the duration of the AGN, t AGN ; (b) the SN wind efficiency w ; (c) the Eddington ratio χ. The black dashed line indicates the scaling found energetically in equation (3.11). The scalings found energetically and by solving the equation of motion of the shell are similar except for the short AGN time durations (t AGN = 10 5 yr and t AGN = 10 6 yr) for which the sharp rise reveals the transition from an energy-driven to a momentum-driven only AGN outflow.
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 36 Figure 3.6: This figure is reproduced from figure 6 ofDickey et al. (2019). The authors compute dBPT which is a measure for as a measure of AGN activity within the galaxies. In this figure, they show dBPT as a function of Dn4000 -a proxy for stellar age, with large values of Dn4000 indicating an evolved stellar population for isolated low-mass galaxies in their sample (ESI, colors). Large dBPT distances indicate stronger ionizing radiation signatures, while dBPT = 0 indicates a galaxy is on the median star-forming sequence. The BPT-position of the central 100 in a galaxy is tightly correlated with the age of the galaxy. They conclude that the relative dominance of AGN is correlated with the age of stellar populations in their sample of low-mass isolated galaxies. The gray area shows low-mass galaxies in SDSS: the authors point out that only 5 quiescent galaxies were identified as AGN-like in SDSS due to lower spatial resolution and signal-to-noise.
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 37 Figure 3.7: Reproduced from figures 5 and 10 of Manzano-King et al. (2019). The left panel shows the narrow and broad emission line ratios are shown for each galaxy in sample showing outflows. The smaller symbols show the position of the bound gas (narrow component in spectrum) for each galaxy, and the larger symbols those of the outflow (broad component).Each galaxy is classified based on its position of the outflow component in the AGN, composite, or star forming regions as indicated in the figure. The right panel shows the U-R magnitude, which is a proxy for stellar age: the higher the U-R magnitude the older the stellar population. The placement of the AGN-driven outflows is suggestive of ongoing star formation suppression due to the influence of the AGN. However, it is important to note that an alternative explanation for this observed trend is that their optically selected sample of AGN are more easily detected in galaxies with lower star formation rates.
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 38 Figure3.8: Reproduced from figures 5 and 10 ofKoudmani et al. (2019). The models have either no feedback at all, either only SN feedback, or SN and AGN feedback. The runs with the suffix "Low" are runs with a ten times lower SN feedback efficiency, the runs with "Th" are runs with isotropic thermal energy deposition for AGN feedback, 10% or 100% Eddington. The run with "Bi" is a run where AGN feedback is performed at Eddington but with an energy injection restricted to a bipolar cone and with additional mass-loading. The inset shows the ratio between the AGN and SN only runs. The left panel shows the star formation rate for the low SN feedback, and the right panel for ten times stronger SN feedback. All AGN outflow models affect the SFR at late times. The high-luminosity, thermal run ('SN+AGNTh100') is the most effective, suppressing the SFR by approximately a factor of five for t > 200 Myr.
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 39 Figure3.9: Reproduced from the second row of figure7ofKoudmani et al. (2019) and shows the mass loading factor (SFR/ Ṁout , where Ṁout is the outflow rate at various heights H from the midplane) for the same runs as described in Figure3.8. When SN feedback is efficient, AGN feedback is efficient at increasing the mass loading factor by a factor of a few.
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 310 Figure 3.10: Reproduced from figures 2 and 4 ofBarai et al. (2018). In the various runs, the authors vary the BH seed mass and the minimum halo (the first number in the name translates the logarithm of the seed mass), the mass for BH seeding (the second number, e.g. "1e6"), and the wind kick velocity of the AGN feedback (2000km.s -1 for v2, 5000km.s -1 for v5, 10000km.s -1 for v10). The left panel shows the BH mass for the most massive BH in each simulation: in some of the runs, they grows to become a massive BH. The right panel shows the cosmic star formation rate density: find that BH accretion and feedback causes a quenching at cosmic epochs z < 9.
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 41 Figure 4.1: Comparison of the quiescent and gas poor satellite fractions in the wAGN and noAGN simulations. Each redshift bin contains a few hundreds of satellites (∼ 1000 at z = 0 and ∼ 100 at z = 3). Left: Quiescent fraction (sSFR < 0.3/t H , where t H is the age of the Universe at each redshift) of the satellite galaxies within the virial radius of the central as a function of redshift. Right: Gas poor fraction (M gas /(M stars + M gas ) < 0.1) of the satellite galaxies within the virial radius of the central as a function of redshift. The error bars indicate the 68% confidence intervals computed for a beta distribution.
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 43 Figure 4.3: Quiescent and gas poor satellite fractions of the galaxies around the central as a function of the normalized distance to the central (distance to the central divided by the virial radius of the central). Top : Quiescent fractions (sSFR < 0.3/t H , where t H is the age of the Universe at each redshift), the different panels show different redshifts. Bottom: Gas poor fractions (M gas /(M stars + M gas ) < 0.1). We stacked the 27 zoom in simulations. The wAGN and noAGN samples each contain ∼ 1700 at z = 0 and 3000 at z = 0, 1, 2 (the galaxies are taken within a sphere of 2, 5, 7 and 10 times the virial radius of the central at z = 0, 1, 2, 3 respectively). The error bars indicate the 99.7% confidence intervals computed for a beta distribution. The quiescent and gas poor fractions are similar at z = 3 and the difference grows at lower redshifts, first out to twice the virial radius of the central galaxy at z = 2, then out to more than five times the virial radius of the central galaxy at z = 1.

  Figure 4.4: History of the gas mass (top) and sSFR (bottom) of the galaxies that lie inside twice the virial radius of the central galaxy at z = 0 and traced back in time from z = 0, in two different mass bins. The satellites are distributed in the different mass bins as a function of their virial mass at z = 0. We stacked the satellites from the 27 zoom in simulations. The different panels show increasing mass bins as indicated at the top of the panels and contain ∼ 1400 satellites for the lower mass bin and ∼ 350 satellites for the higher mass bin. The shaded area shows the 16% and the 84% percentiles of the data. We also show the mean and the median values of the distributions.
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 46 Figure 4.6: Quiescent and gas poor fractions of the galaxies that lie inside twice the virial radius of the central galaxy at z = 0 and traced back in time from z = 0, in different mass bins, as a function of their distance to the central galaxy across cosmic time, normalized to the virial radius. The satellites are distributed in the different mass bins as a function of their virial mass at z = 0. Top: Quiescent fraction (sSFR < 0.3/t H , where t H is the age of the Universe at each redshift) as a function of distance to the central galaxy. Bottom: Gas poor fractions (M gas /(M stars + M gas ) < 0.1) as a function of time. From left to right, the panels panels show increasing mass bins as indicated at the top of the upper panels and contain ∼ 1400 satellites for the lower mass bin and ∼ 350 satellites for the higher mass bin.
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 48 Figure 4.8: Histograms of the ratio of physical quantities around pairs of wAGN and noAGN satellites. The quantities are computed in a shell around the main progenitors of the galaxies that lie inside twice the virial radius of the central at z = 0. As previously, we use a lower mass cut of 64 DM particles for selecting the satellites, and we stop tracking back the satellites when their mass is below that threshold. We also exclude from the noAGN and wAGN sample the satellites that are above the mass threshold for BH seeding. In order to compare the wAGN and noAGN simulations, we only show satellites that are matched in pairs across the wAGN and noAGN simulations, which is the case if 30% of their DM particles have identical identifiers at z = 0. That criterion is fulfilled by ∼ 1000 pairs. All the physical quantities are mass averaged in a shell around the satellite between 0.1R vir,satellite and 2R vir,satellite . The three rows show the ratios P ram,wAGN /P ram,noAGN (top row), T wAGN /T noAGN (middle row), V rel,wAGN /V rel,noAGN (bottom row). Each row contains five histograms: the ratios at 0.5, 1, 2, 3, 5 R vir,central that the satellites experience during their trajectory towards the central. The ram pressure undergone by the satellite, temperature and relative velocity of the gas are computed in the same way as in Figure4.7

  Figure 4.8: Histograms of the ratio of physical quantities around pairs of wAGN and noAGN satellites. The quantities are computed in a shell around the main progenitors of the galaxies that lie inside twice the virial radius of the central at z = 0. As previously, we use a lower mass cut of 64 DM particles for selecting the satellites, and we stop tracking back the satellites when their mass is below that threshold. We also exclude from the noAGN and wAGN sample the satellites that are above the mass threshold for BH seeding. In order to compare the wAGN and noAGN simulations, we only show satellites that are matched in pairs across the wAGN and noAGN simulations, which is the case if 30% of their DM particles have identical identifiers at z = 0. That criterion is fulfilled by ∼ 1000 pairs. All the physical quantities are mass averaged in a shell around the satellite between 0.1R vir,satellite and 2R vir,satellite . The three rows show the ratios P ram,wAGN /P ram,noAGN (top row), T wAGN /T noAGN (middle row), V rel,wAGN /V rel,noAGN (bottom row). Each row contains five histograms: the ratios at 0.5, 1, 2, 3, 5 R vir,central that the satellites experience during their trajectory towards the central. The ram pressure undergone by the satellite, temperature and relative velocity of the gas are computed in the same way as in Figure4.7
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 49 Figure 4.9: For one satellite in particular, traced back in the noAGN (solid line) and wAGN simulations (dashed line), physical quantities around the satellite are plotted as a function of time. The stellar, gaseous and virial masses of the satellite are also plotted, as well as the mass outflow rate from the central at one virial radius from the central. The inflow rate onto and outflow rate from the satellite are computed at 0.3R vir,satellite and plotted in the bottom panels. The density, relative velocity of the gas and temperature are mass averaged in a shell around the satellite between 0.1R vir,satellite and 2R vir,satellite . The ram pressure is the product ρV rel where ρ is the mass averaged density around the satellite and V rel the gas velocity around the satellite relative to the velocity of the satellite. The lines are color-coded with the distance to the central normalized to the virial radius of the central. The virial mass and radius of the central galaxy are close to respectively 8 × 10 12 M and 500 kpc at redshift 0.
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 411 Figure 4.11: History of the inflow onto and outflow rate from the galaxies that lie inside twice the virial radius of the central galaxy at z = 0 and traced back in time from z = 0, in two different mass bins. The satellites are distributed in the different mass bins as a function of their virial mass at z = 0. We stacked the satellites from the 27 zoom in simulations. The different panels show increasing mass bins as indicated at the top of the panels and contain ∼ 1400 satellites for the lower mass bin and ∼ 350 satellites for the higher mass bin. The shaded area shows the 16% and the 84% percentiles of the data. We also show the mean and the median values of the distributions. The inflow and outflow rates are computed at 0.1R vir,satellite .

  Figure 4.12: Test of the convergence with respect to resolution using the wAGN and noAGN simulations of two halos that have been run with eight times better mass resolution than the reference resolution, with m * ,gas = 5.3 × 10 5 h -1 M and m dm = 3.1 × 10 6 h -1 M , and twice better spatial resolution with gas,star = 200 pc h -1 and halo = 450 pc h -1 . The upper panels show the quiescent fractions of satellites galaxies as a function of time, for the lower (left) and the higher resolution simulation (right). The lower panels show the gas poor fractions for the lower (left) and the higher resolution simulation (right)
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 51 Figure 5.1: (See Fig.5.2 for the four remaining runs) Slices of the G9 galaxy, from left to right: gas density, gas vertical velocity, sum of CR and thermal pressures, and ratio of CR to thermal pressure, seen edge-on at 250 Myr for the different simulations as indicated in the panels (one model per row). In the noCR case, a low density wind is generated with velocities of a few hundred km s -1 ; in the Advection model, the disc is puffed up but the wind is much weaker. When adding CR diffusion, the wind is 10 times denser with velocities similar to noCR case. The sum of CR and thermal pressures increases by 2 orders of magnitude and mainly consists of CR pressure. With CR streaming, the morphology is similar to the Advection case, but with a mild wind.

Figure 5 . 2 :

 52 Figure 5.2: (See Fig.5.1 for the other runs) Slices of the G9 galaxy, from left to right: gas density, gas velocity, sum of CR and thermal pressures, and ratio of CR to thermal pressure, seen edge-on at 250 Myr for the different simulations as indicated in the panels (one model per row). In the noCR case, a low density wind is generated with velocities of a few hundred km s -1 ; in the Advection model, the disc is puffed up but the wind is much weaker. When adding CR diffusion, the wind is 10 times denser with velocities similar to noCR case. The sum of CR and thermal pressures increases by 2 orders of magnitude and mainly consists of CR pressure. With CR streaming, the morphology is similar to the Advection case, but with a mild wind.

( a )Figure 5 . 3 :

 a53 Figure 5.3: (See Fig. 5.4 for the four remaining runs) Slices of the G9 galaxy, from left to right: gas density, slices of gas density zoomed-in compared to the left hand panels, sum of CR and thermal pressures, and ratio of CR to thermal pressure, seen edge-on at 250 Myr for the different simulations as indicated in the panels (one model per row). The density distributions in the disc is smoother with CR injection. The sum of CR and thermal pressures in the disc increases by 1 -2 orders of magnitude when adding CRs, and is either dominated by CR pressure, or equally distributed between CR and thermal pressure.

( a )Figure 5 . 4 :

 a54 Figure 5.4: (See Fig. 5.3 for the other runs). Slices of the G9 galaxy, from left to right: gas density, slices of gas density zoomed-in compared to the left hand panels, sum of CR and thermal pressures, and ratio of CR to thermal pressure, seen edge-on at 250 Myr for the different simulations as indicated in the panels (one model per row). The density distributions in the disc is smoother with CR injection. The sum of CR and thermal pressures in the disc increases by 1 -2 orders of magnitude when adding CRs, and is either dominated by CR pressure, or equally distributed between CR and thermal pressure.
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 55 Figure 5.5: Top panel: SFR as a function of time for the G9 galaxy with and without CR injection, with different CR transport models. Bottom panel: Stellar mass as a function of time. Without CR injection (grey thick line), the SFR is 2 -3 times greater than with CR injection. The simulation with advection of the CRs is where the SFR is the most affected, because CR energy is trapped in the regions of star formation and does not escape.

Figure 5 . 6 :

 56 Figure5.6: Mass-weighted probability density function of the gas density within a disc of 4 kpc height and 10 kpc radius, centered on the G9 galaxy, for the different runs, at six different times throughout the simulations as indicated on the panels. The vertical black dashed line shows the density threshold for star formation. Because it adds an additional pressure support against gravity that cools less efficiently than thermal pressure, CR injection reduces the high-density tail of the probability density function and increases the low-density tail.

Figure 5 . 7 :

 57 Figure5.7: Mass outflow rates of the outflowing gas, mass loading factors, mass-weighted average velocities and mass-weighted average density of the outflowing gas across planes at 2 (left column) and 10 kpc (right column) above the disc plane of the G9 galaxy. The outflow rate quickly drops without CR injection and transport, in the noCR and Advection models. In the Advection-only model, the lack of CR transport prevents the generation of sustained outflows. The outflow rate in the Streaming Boost simulation is very similar to the Advection case at early times and rises to higher values at later times, but the outflow rate is sill weaker than with the other transport models. The isotropic diffusion model and anisotropic diffusion with κ = 3 × 10 28 -1 × 10 29 cm 2 s -1 are more than 10 times more efficient at driving winds compared to the noCR case. The mass average outflow velocity is less affected by the injection of CRs: it is increased at most by a factor of 2 for the highest diffusion coefficient, and is even lower for κ = 3 × 10 27 cm 2 s -1 .

Figure 5 . 8 :

 58 Figure5.8: Thermal pressure gradient (a, two upper rows), and CR pressure gradients (b, two bottom rows) relative to the gravitational vertical pull, in 20 kpc slices of the G9 galaxy viewed edge-on, for the different runs, as indicated on the panels. A positive (red) ratio corresponds to a pressure gradient that pushes outwards. A linear threshold of 1 is used for the symmetric logarithmic colorbar. In the absence of CR injection or transport (noCR and Advection), the pressure above and below the mid-plane is dominated by thermal pressure gradient that is maximal in shocked regions. When including CR transport, the gradient of the CR pressure is much higher than that of the thermal pressure, and the gradient of the thermal pressure is lower and less shocks form. The ratio of the thermal pressure gradient to gravity exceeds unity only within shocks whereas the CR pressure gradient in the wind becomes uniformly greater (2 to 10 times) than the gravitational pull for κ ≥ 3 × 10 28 cm 2 s -1 .

Figure 5 . 9 :

 59 Figure5.9: Total mass of the outflowing gas showed in bins of temperature-density, after 250 Myr for each model. We use a lower threshold of 10 km.s -1 to detect the outflowing gas, selected only above 2 kpc from the disc plane. Without CR injection, the densest (10 -4 -10 -3 cm -3 ) component of the outflowing gas has temperatures of 10 4.5 -10 5.5 K. When including CR injection with transport, that component is colder (10 4 K) and denser (10 -4 -10 -2 cm -3 ). In the Advection case, the wind component is almost nonexistent. The wind component is very weak with CR streaming but with similar temperatures to simulations with CR diffusion. The upper left part of the phase diagram corresponds to gas of the intergalactic medium at the outer edges of the disc.

Figure 5 .

 5 Figure 5.11: Top panel: Hadronic and Coulomb cooling rate of CR energy inside the box for the different runs. Bottom panel: CR adiabatic losses (-P CR ∇ • u < 0). We find that the cooling rate is higher for lower diffusion. We wind that adiabatic losses are subdominant except in the isotropic and anisotropic diffusion simulations with the highest diffusion coefficients. The black dotted line corresponds to the streaming losses (u st • ∇P CR ) in the 'Streaming Boost' simulation.

  κ = 3 × 10 27 cm 2 s -1 κ = 1 × 10 28 cm 2 s -1 κ = 3 × 10 28 cm 2 s -1 κ = 1 × 10 29 cm 2 s
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 5 Figure 5.12: CR energy-weighted density PDF a disc centred on the G9 galaxy (4 kpc height and 10 kpc radius), at 250 Myr. The upper axis shows the corresponding cooling time. The vertical black dashed line is the density threshold for star formation.

Figure 5 . 13 :

 513 Figure 5.13: Evolution of the (a) mass averaged vertical component of B ( B z ) in the disc (of 4 kpc height and 10 kpc radius); (b) mass averaged ratio of B z over B in the disc (c) mass averaged B z in the wind (more than 2 kpc away from the disc) (d) mass averaged ratio of B z over B in the disc wind; mass average norm of B in the wind.In the wind, a clear difference appears when adding diffusion (isotropic or anisotropic), and the vertical component is more than ten times greater with CR injection and diffusion than without CR injection. The blue dotted line is discussed in section 5.6.

Figure 5 . 15 :

 515 Figure 5.15:The markers show the time averaged (between 75 -250 Myr) outflow rates (top) mass loading factors (middle) and SFR (bottom) as a function of the circular Keplerian velocity of G8 (41 km s -1 ) and G9 (90 km s -1 ) at the galactic scale radii. For G9, some of the markers are shifted for clarity. The data points are taken fromHeckman et al. (2015) andChisholm et al. (2017). The labels with the suffix "-conv" are convergence study runs and are discussed in section 5.5. The poloidal (blue diamond) run is discussed in section 5.6.

Greek: Demokritos, meaning "chosen of the people"

This was the first of a few Great debates in Astronomy that took place in the 20 th century, so called because they were the occasion to discuss fundamental questions

Baryonic matter is the ordinary visible matter, i.e. that mostly made of baryons.

The free fall time is the characteristic time that could take a body to collapse under its own gravitational attraction.

A tidal disruption event occurs when a star gets sufficiently close to a BH and is pulled apart by the its tidal field.

The Innermost stable circular orbit (often called the ISCO) is the smallest circular orbit in which a test particle can stably orbit a massive object in general relativity.

A rotating BH is a BH that possesses angular momentum.

For ionized hydrogen, κ = σ T /mp 0.4 cm 2 g -1 where σ T is the Thomson scattering cross-section for the electron and mp is the mass of a proton.

A tidal disruption event occurs when a star gets sufficiently close to a BH and is pulled apart by the its tidal forces

LITTLE: Local Irregulars That Trace Luminosity Extremes, THINGS: The HI Nearby Galaxy Survey

An Alfvén wave in a plasma is a low-frequency oscillation of the ions and the magnetic field. The ion mass density provides the inertia and the magnetic field line tension provides the restoring force. The wave propagates in the direction of the magnetic field, although waves exist at oblique incidence and smoothly change into the magnetosonic wave when the propagation is perpendicular to the magnetic field. The motion of the ions and the perturbation of the magnetic field are in the same direction and transverse to the direction of propagation.

The mass loading factor is the ratio of the mass outflow rate -the amount of gas that is driven out of the galaxy -to the star formation rate and quantifies the self-regulating nature of star formation-driven outflows.

This can be understood by requiring that the diffusion speed be smaller than the length of the cell divided by the time step, i.e. D/∆x < ∆x/∆t

which is less suceptible to energy injection than diffuse ISM because the energy can escape through the so-called paths of least resistence i.e. chimneys where the density is lower.

i.e. the matter density of the (flat) Universe.

The Hubble parameter at redshift z, H(z) is equal to ȧ a , where a is the scale factor defined in section 1.2.1.

meaning, that show star formation-related and AGN-related features

It is important to note that SNe are efficient at hampering BH growth only when their feedback is also efficient at regulating star formation

i.e. a distant galaxy that emits Lyman-alpha radiation from neutral hydrogen

SNe are classified according to several types that present different spectral signatures. One sub-category of type I consists of thermonuclear SNe, as opposed to core-collaspe SNe.

AGN stars are cool and luminous stars, that correspond to low-to intermediate-mass stars late in their lives.

i.e. the sphere of ionized hydrogen a hot young star

Algorithm which uniquely defines groups that contain all particles separated by distance less than a given linking length. It is commonly applied to identify virialized halos in cosmological simulations

H(z = 0) = 72km s -1 Mpc -1 , baryonic density parameter Ω b = 0.044; DM density parameter Ω dm = 0.216; dark energy density parameter Ω Λ = 0.74, σ8 = 0.77, scalar spectral index ns = 0.95, which determines the primordial density fluctuations.

h = H(z = 0)/100km s -1 Mpc -1 , the softening length is used to compute the density field.

The sSFR of a galaxy is its specific SFR, that is the SFR dividied by the stellar mass

We found that the adiabatic gain was nonexistent or negligible depending on the run so that we decided not to show it.
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Chapter 2

Numerical astrophysics of galaxy formation
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Chapter 4

AGN-driven quenching of satellite galaxies

If a galaxy is in the vicinity of a more massive galaxy, environmental effects can also heat the gas, strip it from galaxies, and prevent star formation; the lowest mass systems we know are most likely all affected by these effects, since they are close to the Milky Way, our own galaxy. It is therefore primordial to constrain these effects in order to decouple them from other aspects of galaxy formation such as the nature of DM or feedback processes internal to dwarf galaxies. To our knowledge, the impact of AGN outflows on neighboring galaxies has never been explored numerically. If significant, this would have to be taken into account in the evolution of satellite galaxies. The topic of this chapter is to assess that effect in zoom-in cosmological numerical simulations. 

Introduction

The process by which star formation ceases in galaxies is called galaxy quenching (see section 1.4.5). The quenching mechanisms, i.e. the processes that prevent gas from cooling and/or 

Cosmic ray magnetohydrodynamics

CRs are modeled as a fluid represented by one separate energy equation with one single bin of energy density e CR which contributes to the total energy of the fluid in the equations of ideal MHD. We recall here these equations, introduced in chapter 2:

where ρ is the density, u is the gas vertical velocity, and B the magnetic field. The total energy density includes the kinetic, internal, CR and magnetic energy densities, i.e. e = 0.5ρ v 2 +e th + e CR + B 2 /8π, where e th is the internal energy; the total pressure includes the magnetic, thermal 

Summary of this thesis

The context of this work, that I outlined in chapter 1, was the following:

• Dwarf galaxies are by far the most numerous galaxy population and contribute to most of the stellar mass in the local Universe. They probe the lower limit of galaxy formation. Due to their shallow potential wells, they are very fragile to feedback processes and can act as astrophysical test-beds. Moreover, understanding the nature of DM will help understanding the formation and evolution of dwarf galaxies and vice versa. Due to their lack of galactic mergers, they can be used as important probes and relics of cosmological structure formation and galaxy formation. Their abundance and structure provide constraints to the small-scale matter power spectrum. Despite their tremendous capacity to constrain models in these fields, as the least massive and least luminous galaxies, they remain both difficult to resolve in cosmological simulations and under-observed.

• There are several puzzles surrounding dwarf galaxies -too big to fail, missing satellites, and cusp core problems -that posed important challenges to our understanding of galaxy formation and DM. A consensus on whether these discrepancies are fully resolved by feedback processes or whether they involve revisions of our current DM paradigm has yet to be reached. One goal of my thesis is to add other bricks to our understanding of the feedback processes relevant to dwarf galaxy evolution and their relative extent.

• Recent numerical work suggests that feedback from SNe in dwarf galaxies might be too weak -too many stars are formed, too weak winds are generated in isolated and zoom-in cosmological numerical simulations.

• The mass and occupation fraction of BH in low mass systems is still poorly constrained. Numerical simulations of BH growth and feedback in dwarf galaxies find that the growth Star Formation Rate 13,18,25,81,84,14,15,23,25,27,37,38 SN Supernova 6,8,[15][16][17][18][19][20][25][26][27][28][29]34,35,[37][38][39]43,52,53,[55][56][57]62,63,65,68,70,[73][74][75][77][78][79][80][81][84][85][86]90,105,[111][112][113][114]19,28,52,55,56,65,66 

Acronyms

SFR