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“The greatest art in theoretical and practical life consists in changing a problem into
a postulate.”

Goethe to Zelter





Observation et modélisation des disques de gaz et de poussières autour des
étoiles jeunes avec ALMA : implication pour la formation planétaire

Résumé: La formation des étoiles s’accompagne généralement de la présence de disques
protoplanétaires. Ces disques contiennent un mélange de 99 % de gaz et de 1 % de
particules solides appelées grains de poussière. Initialement de taille sub-micrométrique,
ces grains vont progressivement s’agglomérer, grossir, et potentiellement permettre la
formation de planètes autour de l’étoile.

L’étude de la composition en molécules et en grains des disques jeunes est fondamen-
tale pour contraindre les conditions physico-chimiques initiales et ainsi comprendre les
mécanismes de formation planétaire et l’origine de la composition chimique des planètes.

L’objectif de la thèse a été de construire des modèles sophistiqués de disques jeunes
typiques constitués de gaz et d’une population de grains de différentes tailles puis, de
manière inédite, de tester par simulations numériques l’implication de cette distribution
en taille et en température sur l’évolution chimique.

Pour ce faire, nous avons couplé le code de transfert radiatif 3D Monte-Carlo
POLARIS au code de simulation gaz-grain dépendant du temps NAUTILUS. Le code
de transfert radiatif nous a permis de calculer finement la température des grains en
fonction de leur taille et de leur position ainsi que le flux UV au sein du disque. Le code
gaz-grain, quant à lui, a ensuite pu simuler l’évolution des abundances chimiques dans
nos modèles de disques. De plus, le calcul du flux UV effectué par POLARIS couplé à
l’utilisation de section efficaces moléculaires provenant de bases de données a permis le
calcul en fonction de la fréquence des taux de photoabsorption, de photodissociation et
de photoionisation des molécules.

Mots-clefs: disques protoplanétaires, formation planétaire, astrochimie, Chimie gaz-
grain , transfert radiatif, simulations numériques,





Observation and modelling of disks about young stars with ALMA:
implication for planetary formation

Abstract: The star formation process usually proceeds with protoplanetary disks. These
disks contain a mixture of gas, accounting for 99 % of the disk mass and of solid particles
called dust grains (1 % of the disk mass). These grains, initially at sub-micro metric
sizes, gradually coagulate, grow, and potentially allow for the formation of planets about
the star.

The study of the dust and molecular composition of young disks is fundamental to
constraint the physical and chemical initial conditions and thus to understand the mecha-
nisms of planetary formation and the origins of the chemical composition of the planetary
cores.

The goal of this thesis was to build state-of-the-art models of typical young disks
consisting of gas and of a population of grains of multiple sizes, then, in a new approach,
to test with the use of numerical simulations the implication of the size and temperature
distributions on the chemical evolution of disks.

To achieve this, we have coupled the 3D Monte-Carlo radiative transfer code PO-
LARIS to the time-dependent gas-grain code NAUTILUS. The radiative transfer code
allowed us to finely compute the grain temperature as a function of the size and location
as well as the UV flux within the disk. The gas-grain code was able to simulate the
evolution of the chemical abundances in our disk models. Moreover, the computation of
the UV flux by POLARIS coupled to a set of molecular cross-sections extracted from a
comprehensive database allowed us to compute as a function of the frequency the rates
of molecular photoabsorption, photodissociation, and photoionization.

Keywords: protoplanetary disks, planetary formation, astrochemistry, gas-grain
code, radiative transfer, numerical simulations
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Protoplanetary disks around Sun-like stars are the subject of this thesis. In particular,
we question their nature through the lens of their chemical content. Protoplanetary disks
are known to be the site where planetary formation occurs. This thesis can thus be
considered as a modest contribution to the continuous effort to understand the origin of
planets.

This effort has been initiated millennia ago, but the foundations of the modern scenario
of the formation of planetary systems were established around the sixteenth century. The
first step was to renounce the Medieval organization of the Universe, based on Aristotle1.
This step was made when Copernicus proposed to re-introduce a heliocentric system2,
in such a way that he could reconcile the Physics of Aristotle with the existence of a
predictive geometrical model3. It took again almost a century to fully accept this model
in the frame of modern physics (and not in that of Aristotle’s), because of what A. Koyré
calls an "intellectual inertia"4.

This new paradigm, where the Earth is not at the center and where the Universe is
not immutable imposed an origin to the Solar system. At this moment, Europe witnessed
the emergence of new ideas on the formation of the system. We can mention the Vortex
Theory, introduced by Descartes (1596-1650) and described in his Principia Philosophiae
(1644), later discredited by the Newtonian mechanics, or the idea that planets are cooled
former stars proposed by Leibniz (1646-1716). However, two classes of hypotheses will
rapidly become successful: the well-known nebular hypothesis (or Kant-Laplace hypoth-
esis), proposed independently by Immanuel Kant (1724-1804) and Pierre-Simon Laplace
(1749-1827), which claims (in his most modern form) that the Solar system originates
from a nebula that collapsed by gravitation, flattened, and finally led to the planets we
know. The second hypothesis, proposed by Buffon (1707-1788), suggests that the mat-
ter ejected from the collision between the edge of the Sun and an impactor (probably
a comet) is the origin of the planets5. We note that, although totally wrong, Buffon’s
hypothesis remained the most populous scenario among astronomers until the late nine-
teenth century. Whatever scenario is considered, they must all agree, as Laplace states,
that "however arbitrary the elements of the system of the planets may be, there exists
between them some very remarkable relations, which may throw light on their origin"6.
Laplace, here, refers to the observed approximate coplanarity of the orbits and the unity
of the direction of rotation in the Solar system. The Kant-Laplace hypothesis, as we
will see, is the closest to the modern description of the formation of planetary systems,
corroborated by modern observational tools.

In this chapter, we introduce a brief overview of the formation of planetary systems.
To do this, we will present the cycle of matter in our galaxy, from its origin in the
interstellar medium to its more complex forms in stars and planets.

1Alexandre Koyré, Études galiléennes, 1966, Á l’Aube de la Science Classique, Hermann Paris.
2Nicolaus Copernicus, De Revolutionibus orbium coelestium.
3Alexandre Koyré, The astronomical Revolution, 1961, I - Copernicus and the Cosmic Overthrow, Chap. I.
4ibid., III - Borelli and Celestial Mechanics Chap. I., p. 632.
5Georges Louis Leclerc, comte de Buffon, Histoire naturelle, générale et particulière - Théorie de la Terre,

Tome I, 1774.
6Pierre-Simon Laplace, The System of the World, 1830, vol.II, Chap. 6, p. 326.



1.1. The origin of planetary systems 25

1.1 The origin of planetary systems

1.1.1 The interstellar medium

We can spontaneously assume the existence of a stellar medium, but the seemingly empti-
ness between stars has made the idea of an interstellar medium a little bit harder to con-
ceive over the ages. Yet, this latter constitutes the building block of stars and planets.
Ancient and careful observers were actually able to notice small tenuous white clouds
in the night sky but the very first breakthrough characterization only came in the late
19th century, when William Huggins inferred a "luminous gas" from the electromagnetic
spectrum of a planetary nebula. What we now call the Interstellar Medium (ISM), is a
diverse and complex environment made of gas and dust and is arguably one of the most
important constituent in galaxies.

1.1.1.1 Our galaxy

Our galaxy, the Milky Way, is a spiral galaxy with a diameter of about 30 kpc. Most
of the baryonic mass is located within the thin galactic disk which has a thickness of
about 1 kpc. Stars, responsible for nearly all the energy emission in the galaxy, and the
ISM, a diluted mixture of gas and dust, constitute nearly all the baryonic matter. At the
present time, most of the baryonic mass is now in the form of stellar matter but the ISM,
although extremely tenuous, is so vast that it represents about 10% of the baryonic mass
[Draine, 2011]. The same scheme is found in most nearby spiral galaxies. The galaxy
NGC 3972, as seen in Figure 1.1 (left), clearly exhibits bright and dark structures within
a thin disk. These structures are the signature of the presence of gas and dust.

Even though the ISM spans across the whole galactic plane, the distribution is not
homogeneous. Instead, it is fragmented into clouds of very diverse shapes, sizes, mass,
densities and temperatures. If we randomly zoom in on a spiral arm of our galaxy and
scan across the field of view, we would realize how diverse the ISM is.

Figure 1.1 (right) is an image of the Pillars of Creation, a group of clouds in our
galaxy located in the center of the Eagle nebula, taken with the Hubble’s Wide Field
Camera 3. The image field represents about 5 light-year. The pillar-shaped structures
are made of dense dusty gas that absorbs background light, making them dark in the
visible spectrum. This kind of dark clouds can be found across the galaxy and is usually
associated with stellar formation, which means that beyond these dark surfaces, away
from the prying eye, stars are maybe about to be born.

1.1.1.2 The interstellar radiation field

The gas and dust are not exactly the only elements constituting the ISM. Indeed, the ISM
is bathed in electromagnetic radiations of all wavelengths, from X-rays to radio waves
and undergoes a constant flux of cosmic rays.

The ISRF is a contribution of various sources. In the Near-Infrared (NIR) range, it is
dominated by the radiation of stars of the late spectral class. The main contributors to
the UV and Far-Ultraviolet (FUV) spectrum range are the hot and blue OB class stars.
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Figure 1.1: Left: The galaxy NGC 3972. Credits: NASA, ESA, A. Riess (STScI/JHU); Right:
The Pillars of Creation in the Eagle nebula. Credits: NASA, ESA, and the Hubble Heritage
Team (STScI/AURA)

The energy density in this range is lower than the one originating from late spectral
class stars. The dust of the ISM also contributes to the ISRF. Dust grains also emit
thermal radiations. They continuously absorb photons from starlight and re-emit the
absorbed energy in the Far-Infrared (FIR) in a quasi-blackbody spectral shape. The
blackbody spectrum of the Cosmic Microwave Background (CMB) dominates the ISRF
in the microwave range. However, its role is very limited in the energy balance since the
temperature of the gas and dust is typically warmer than the CMB.

The cosmic rays, on the other hand, are composed of extremely relativistic charged
particles like ions, electrons or protons coming from high-velocity gaseous ejecta of su-
pernovae or other violent events. They usually carry a very large kinetic energy, up to
1021 eV [Draine, 2011].

1.1.1.3 Constituents of the interstellar medium

The vast majority of the interstellar gas is composed of hydrogen (H) and helium (He),
inherited from the early Universe. As the first generation of stars has allowed for nucle-
osynthesis to occur, the ISM has been enriched little by little in heavy elements such as
carbon (C), nitrogen (N) or Oxygen (O). We note here that, when astrophysicists use the
term heavy, that actually includes every elements with Z ≥ 3.

Although these heavy elements represent a tiny fraction of the interstellar mass (∼
2 %, Yamamoto [2017]), they affect the chemistry and the ionization state of the gas,
they regulate the temperature of the gas via heating and cooling processes which in turn
increase the chemical complexity, they influence the fragmentation and condensation of
clouds and therefore, the star formation rate.

The advent of radio-astronomy in the second part of the 20th century allowed the
observation of emission lines of a very large number of chemical species. In 1963, Weinreb
et al. [1963] detected for the first time an interstellar molecule using a radio-telescope: the
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hydroxyle group OH via its Σ-type double transition toward Cassiopeia A. Since then,
more than 200 molecules have been detected. While the simple diatomic molecules H2

and CO are by far the most abundant molecules in the ISM, more complex molecules,
composed of up to 13 atoms have also been detected. Table 1.1 gives a list of interstellar
molecules with two to seven atoms observed as of 2018. The hydrogen still represents
about 99 % of all interstellar mass. It is distributed as follows: 60 % is in the form of
hydrogen atom (H I), about 20 % is in the form of molecular hydrogen (H2) and about 20
% is in the form of ionized hydrogen (H II) [Draine, 2011]. The tiny remaining fraction
of H is located inside more complex molecules.

Table 1.1: List of detected interstellar molecules with two to seven atoms as of 2018 [McGuire,
2018].

2 atoms 3 atoms 4 atoms 5 atoms 6 atoms 7 atoms
CH CP H2O N2O NH3 HC3N CH3OH CH3CHO
CN NH HCO+ MgCN H2CO HCOOH CH3CN CH3CCH
CH+ SiN HCN H3

+ HNCO CH2NH NH2CHO CH3NH2

OH SO+ OCS SiCN H2CS NH2CN CH3SH CH2CHCN
CO CO+ HNC AlNC C2H2 H2CCO C2H4 HC5N
H2 HF H2S SiNC C3N C4H C5H C6H
SiO N2 N2H+ HCP HNCS SiH4 CH3NC c-C2H4O
CS CF+ C2H CCP HOCO+ c-C3H2 HC2CHO CH2CHOH
SO PO SO2 AlOH C3O CH2CN H2C6 C6H−

SiS O2 HCO H2O+ l-C3H C5 C5S CH3NCO
NS AlO HNO H2Cl+ HCNH+ SiC4 HC3NH+ HC5O
C2 CN− HCS+ KCN H3O+ H2CCC C5N
NO OH+ HOC+ FeCN C3S CH4 HC4H
HCl SH+ SiC2 HO2 c-C3H HCCNC HC4N
NaCl HCl+ C2S TiO2 HC2N HNCCC c-H2CNH
AlCl SH C3 CCN H2CN H2COH+ CH2CNH
KCl TiO CO2 SiCSi SiC3 C4H− C5N−

AIF ArH+ CH2 S2H CH3 CNCHO HNCHCN
PN NS+ C2O HCS C3N− HNCNH SiH3CN
SiC MgNC HSC PH3 CH3O

NH2 NCO HCNO NH3D+

NaCN HOCN H2NCO+

HSCN NCCNH+

HOOH CH3Cl
l-C3H+

HMgNC
HCCO
CNCN

The dust grains, on the other hand, account for about 1 % of the total mass of the ISM.
Yet, they are of great importance since they act as catalysts of lots of crucial chemical
processes, such as the formation of molecular hydrogen, and they are the fundamental
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blocks of planetary embryos. When astrophysicists talk about dust, dust grains or grains,
they actually mean sub-microscopic solid particles. The typical size of dust grains is 0.1
µm but some can reach microscopic sizes and even beyond in certain environments like
circumstellar disks. Dust grains are formed in the envelop of late phase of star evolution
(Red Giant). Depending on the type of progenitors the grain material can have a various
composition but the vast majority of grains can be classified into either silicate particles
or carbonaceous particles.

1.1.1.4 Phases and densities

The ISM is fragmented into clumps and filaments of various sizes called clouds that are
sparsely distributed over the galaxy. They differ in temperature and density. It thus
appeared necessary to classify clouds by typical properties. Figure 1.2 [Yamamoto, 2017]
represents a diagram which illustrates the relationship between the ISM’s temperature
versus its density. The clouds can be grouped in several distinct categories. The first
category are clouds in pressure equilibrium and lies on a line of constant pressure such
as the Coronal gas or the Diffuse clouds. A second category are dense clouds in which
gravitational contraction can take place such as Hot cores or Molecular clouds. Let’s
briefly describe the different phases in view of Figure 1.2.

Figure 1.2: Temperature-density diagram of interstellar phases from Yamamoto [2017]. The
dashed blue lines represents a contour line of pressure.



1.1. The origin of planetary systems 29

The Coronal Gas consist in a hot diffuse cloud with temperature ≥ 105.5 K and
densities of about 0.004 cm−3 [Draine, 2011]. The gas is heated and ionized by shocks
with gas ejected from supernovae explosions. It is also referred to as Hot Ionized Medium
(HIM).

The Intercloud Gas region combines different typical phases. The very upper left,
usually referred to as Warm Ionized Medium (WIM), is a low density medium almost
exclusively made of hydrogen that has been photo-ionized by UV flux originating from
nearby hot stars. The denser and colder part of the Intercloud Gas is referred to as Warm
Neutral Medium (WNM), which is made of atomic hydrogen heated to temperature of
a few thousands of Kelvin (≈ 5000 K) and at densities ≈ 0.6 cm−3 [Draine, 2011]. The
warm neutral medium represents about 40 % of the total volume of the galactic disk.

The upper left of the Diffuse Cloud as along with the lower right of the Intercloud
Gas represent regions of Cold Neutral Media (CNM). The medium is mostly composed
of cool neutral atomic hydrogen at temperature T ≈ 100 K and nH ≈ 30 cm−3. The lower
right of the Diffuse Cloud is usually referred to as diffuse molecular gas. The cloud has
similar physical conditions as the cool H I regions (CNM). However, the column densities
is large enough so that H2 self-shielding becomes efficient, leading to large H2 abundance
in the cloud interior.

The Molecular Cloud, often referred as dense molecular gas is a gravitationally bound
cloud in which star formation occurs. It is usually cold (a few tens of Kelvin), dark (Av

≥ 3) and very dense (nH ≈ 103-106 cm−3). We note here that the word dense is a very
relative term as the density inside these clouds is not greater than the density achieved
in ultra-high vacuum chambers on Earth.

1.1.2 From clouds to stars

When we look at the night sky, we often notice that stars are gathered together within
what we call clusters. This results is not a coincidence and has to see with the very
first step of star formation. Indeed, stars are born from the collapse of a nebula. Kant
and Laplace’s hunch is indeed proven right. But the question remains: how do you
obtain a fully working planetary systems out of the ISM? Modern astrophysics is able
to quantitatively describe the overall scenario, but we will see that questions are still
unanswered.

A Giant Molecular Cloud (GMC) is initially a stable object. The internal kinetic
energy counteracts the gravitational energy and prevent the cloud from collapsing. The
cloud is said to be in a virial equilibrium. At some point, however, gravity potential has to
overcome internal energy. To do so, the cloud must be dense enough to reach a mass limit
imposed by the Jeans criteria [Larson, 1985] but this situation cannot happen without
external help. It is assumed, for instance, that some nearby events such as supernovae,
generate shock waves that break the stability of the cloud. The whole cloud doesn’t
collapse, instead, various small denser regions form within the cloud, called clumps (nH
≈ 102-104 cm−3), collapsing individually, resulting in the fragmentation of the cloud
(Fig. 1.3; top right) and potentially multiple star-births (cluster). Each clump keeps
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contracting under its own gravity and leads to the formation of a dense core with density
nH ≈ 104-106 cm−3 (see Williams et al. [2000]) and finally to a Class 0 object: a proto-
star (Fig. 1.3; right). The latter rapidly accretes the matter of the envelope, becomes
more and more massive until the temperature of the core is sufficiently high to trigger
the fusion reactions. A star is born.

Back to the initial stage, the clump, prior to the contraction process, was given a
certain initial rotation so that the infalling material possesses angular momentum. As
the clumps contracts, the radius becomes increasingly smaller, and by conservation of
angular momentum’s principle, the clumps’s rotation becomes increasingly faster. The
rotation causes sufficiently strong centrifugal forces to flatten the cloud perpendicularly
to its rotational axis. This results in a circumstellar disk or protoplanetary disk. They
are usually simply referred to as disks.

If the centrifugal force exceeds the gravitational force, the stellar embryo fragments
and will never become a main sequence star. This is what is described as the angular
momentum problem of star formation [Bodenheimer, 1995, Belloche et al., 2002]. To
prevent this, the angular momentum must be transferred outward. The redistribution
mechanisms are still no fully understood. Observations show that the angular momentum
is decreased toward smaller core sizes, although not sufficiently to sustain a solar-mass
star [Caselli et al., 2002]. A few dominant models emerged, proposing that the disk
is responsible for the angular redistribution, such as the magneto-rotational instability
or the magneto-thermal disk winds (see Kratter and Lodato [2016]; Najita and Bergin
[2018]). A recent observational studies by Gaudel et al. [2020] also suggests that the
disk formation is a direct consequence of angular momentum conservation. Indeed, by
studying 16 nearby class 0 protostar, they concluded that the material involved in the
stellar formation process has an angular momentum of the order of small T Tauri disks.

During the protostellar phase, the fraction of mass embedded in the core is still smaller
than that of the envelope but the accretion rate is relatively high so that the luminosity
is mainly due to the flow of matter accreted into the core [Natta, 2000]. After about
105 to 106 years [Dunham et al., 2014], the pre-main sequence star has accreted most of
the infalling material. The residual envelope ultimately dissipates, revealing an optically
thick protoplanetary disk and a pre-main sequence star visible at optical wavelengths
(Fig. 1.3; bottom). Optically thick here means that the star radiation cannot pass
through the disk. The star has acquired most of its final mass and is nearly in a state
of hydrostatic equilibrium. However, at this point, the star is still not a main-sequence
star and the luminosity is mostly due to gravitational contraction on what is called the
Kelvin-Helmoltz time-scale [Natta, 2000]. A pre-main sequence star is either called T
Tauri stars (TTSs) when M? ≤ 1 M�, or Herbig Ae/Be (HAe/Be) when 2 M� ≤ M? ≤
8 M�. TTSss have a typical isochronal lifetime of ≤ 5 Myr [Mamajek, 2009]. The star
finally enters the main-sequence when the contribution of the nuclear reactions to the
luminosity becomes predominant.
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Figure 1.3: Illustration of the star and planet formation cycle. Adapted from Bill Saxton,
NRAO/AUI/NSF.
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1.1.3 Protoplanetary disks and planet formation

Disks are of particular interest for astronomers as they are the birth-place of planets.
During the pre-main sequence phase, where most of the matter of the disk has ended up
on the star, the disk is still active and accreted, yet, at a much lower rate than during
the protostellar phase [∼ 10−7 to 10−9 M�yr−1, Mamajek, 2009], leaving about 107 years
for planets to form out of the disk’s matter before it is fully accreted and evaporated.

We know that the matter constituting the disk is a mixture of surviving interstellar
gas and dust grains. However, the physical conditions are different from what is found
the ISM. Figure 1.4 illustrates the gas and dust structure of a typical flaring disk about
a TTS (black dot) seen edge-on. Whether for the gas or the dust, we see that the vertical
structure of protoplanetary disks is layered. The gas’ own pressure prevents the disk
from becoming infinitely thin and, as a first approximation, can be assumed to be in
hydrostatic equilibrium. The disk has a flaring geometry (the scale height depends on
the distance from the star) so that the stellar flux also illuminated the disk surface. As
illustrated in Fig. 1.4 (right), this results in various conditions depending on the altitude
inside the disk [Dullemond et al., 2007].

The dust exhibits a similar vertical structure where grain number density is high in the
cold mid-plane and lower at the hot disk’s surface. However, dust grain’s behavior differs
depending on the grain size. Indeed, small grain particles don’t feel their own pressure but
they do feel the gas’s pressure. Sub-micron sized grains are strongly coupled to the gas
while larger grains, such as micron-sized grains tend to be decoupled and sediment toward
the disk mid-plane (we ignore turbulence processes). In other words, the disk naturally
collects the dust and gas material toward the mid-plane where planetary formation is
assumed to take place. We will further study this in the next chapter.

Figure 1.4: Illustration of the structure of a flaring protoplanetary disk seen edge-on. Left: dust
structure. Right: gas structure. [Dullemond et al., 2007].

Astronomers know reasonably well the global picture leading to planets in disks: on a
timescale of 1-10 Myrs, the coagulation (a process in which small grains collide and stick)
of initially sub-micron sized dust particles leads to continued grain growth and ultimately
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to the formation of planetesimals, which are the fundamental blocks of planets. Then,
the molecular gas is dispersed away (Fig. 1.3; bottom left), marking the end of the
protoplanetary disk phase and unveiling a newborn planetary system.

However, the purely sequential process described above is very unlikely to be correct.
In fact, the quantitative understanding of the mechanisms involved in planetary formation
is, even to this day, riddled with many "grey zones". Indeed, scenarios involving coagula-
tion and uninterrupted grain growth fail at efficiently forming planets during the typical
disk lifetime. They bump into what we call barriers (see Dullemond [2013]), where grain
growth cannot exceed certain sizes (∼ centimeter or meter, for instance) without under-
going ineffective or even destructive collision processes. Numerous alternative theoretical
models have been developed with the goal to explain how barriers can be overcome. We
can mention the gravitational instability models such as the Safronov-Goldreich-Ward
instability (SGW) (Goldreich and Ward [1973]; Weidenschilling [1980]) or the streaming
instability models (Youdin and Goodman [2005]; Johansen et al. [2007]; Carrera et al.
[2015]).

1.2 Aspects of astrochemistry

We have seen in the previous sections the importance of observing chemical species to
characterize their influence on astrophysical objects. We can also legitimately wonder
how these molecules are formed, excited, or destructed, which chemical processes are at
work in space and which routes lead to chemical complexity. The field of science devoted
to answering these issues is called astrochemistry or molecular spectroscopy. Although
both terms are very often used interchangeably in the astrophysicist community, the lat-
ter is more specifically concerned about molecular spectroscopy, a technique dedicated to
retrieving the molecular content of a given environment [De Becker, 2013]. Astrochem-
istry, on the other hand, is interested in all processes forming or breaking chemical bonds
in the context of astrophysics and in light of the known molecular population in space
given by molecular spectroscopists.

In other words, astrochemistry is, using the words of Dalgarno [2008], the blending of
astronomy and chemistry in which each area enriches the other in a mutually stimulating
interaction (see also van Dishoeck [2018]) and, once inconceivable for astronomers a
hundred years ago, is now one the most active field in astrophysics. We present here a
brief overview of astrochemistry and the upcoming challenges that the field will face in
the 21st century.

1.2.1 Observations

As of 2018, the census reports 204 astromolecules, comprised of 16 different elements
[McGuire, 2018] detected in the ISM (see Tab. 1.1) and in circumstellar disks. Their
detection depends on the energy required to populate energy levels of molecules. The
vast majority was detected using radio astronomy tools (cm and mm/sub-mm ranges)
via molecular rotational transitions. The main advantage of radio techniques is that
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sources can be detected in emission as well as in absorption (against background contin-
uum) using ground-based observatories. The main disadvantage is that rotational lines
are proportional to the square of electric dipole moments, which most purely symmetric
molecules hardly possess (e.g. H2). Therefore, radio techniques have little or no ability
to detect symmetric molecules. Infrared astronomy has, to a lesser extent, permitted
the detection of molecules via their vibrational lines, which resulting wavelengths fall be-
tween NIR to FIR. Infrared tools have been of great help in detecting highly symmetric
molecules. A major advantage of infrared astronomy is its ability to detect species in con-
densed phase (on icy mantles for example) when their rotational lines are not accessible.
Visible and UV astronomy has been the least effective in detecting interstellar molecules.
Detection in these ranges usually involves electronic transitions between energy levels of
molecules or atoms. Since the required energy is very high for these transitions to occur,
the detection in the visible and UV is made almost exclusively in absorption.

Progress in astrochemistry is therefore very dependent on new sophisticated obser-
vational facilities and data science techniques and we expect progress to continue in the
near future. Astrochemistry has been lucky enough so far to benefit from the latest major
projects. The case of the Atacama Large Millimeter/Submillimeters Array (ALMA) is a
particularly good example. We may also note the Stratospheric Observatory for Infrared
Astronomy (SOFIA) and the highly anticipated James Webb Space Telescope (JWST)
to be launch in 2021.

1.2.2 Laboratory astrophysics

Conditions under which chemical processes take place in space are somewhat extreme
(temperature near absolute zero, extremely low density, cosmic rays...). It is an arduous
task to reproduce these conditions in laboratories and in most cases, space itself represents
the only laboratory accessible to astrochemists. However, laboratories are able to provide
basic and fundamental informations which are vital for the practice of astrochemistry.

The first important task is to provide astrochemists with precise atomic and molecular
spectroscopic data from UV to mm wavelengths, gathered in databases and catalogs. For
instance, the Jet Propulsion Laboratory (JPL) catalog [Pickett et al., 1998] provides
transition frequencies and strengths of (sub)mm transitions. The HITRAN [Gordon
et al., 2017] and the EXOMOL molecular line lists for exoplanets [Tennyson et al., 2016]
are databases for vibrational transitions at infrared wavelengths.

Astrochemists also need the rate coefficients of the thousands of known reactions
under space conditions for chemical models. Gas-phase reactions have been summarized
and described in the KIDA database [Wakelam et al., 2015]. Photodissociation and
photoionization rates of atoms and molecules have been described and updated by Heays
et al. [2017]. We note that many rate coefficients have been defined from theoretical
calculation of quantum chemistry (e.g. collision rate coefficients for molecular excitation).

The characterization of binding energies (see chapter 3) is a key element for ice as-
trochemical models. Binding energies are studied using ultra high-vacuum chambers
and new modern surface science techniques (see Allodi et al. [2013] for an overview of
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techniques used in laboratories).

1.2.3 Astrochemical models

We have seen that in situ experiments are, by definition, impossible (except for objets in
our solar system) and that laboratory studies cannot cover the entire range of physical
conditions found in space. The use of computational chemical kinetics models is required
to study the chemistry in space. If kinetic properties from database [e.g., McElroy et al.,
2013, Wakelam et al., 2015] and initial abundances (based on observations) are provided,
they can be coupled to solve numerical differential equations and compute time-dependent
chemical abundances of a given environment. These simulations are performed by gas-
grain codes.

Astrochemistry has greatly benefited from advances in high performance computing
made over the last two decades and will continue to do in the future. Recently, new
machine learning techniques have also started to be used in astrochemistry. For instance,
Gratier et al. [2017] used multivariate analysis methods to decompose and interpret the
observed signal of the Orion B cloud. We also mention the work of Holdship et al. [2018]
who developed Bayesian models to infer reaction rates in molecular clouds.

We will give more details about astrochemical models in chapter 3.

1.3 Chemical modelling of disks

1.3.1 Overview

Physical and chemical processes at stake in disks are numerous. Disks witness dust
settling, grain growth, dust drift, accretion processes, turbulence etc. They are subjects
to interstellar and intense stellar UV flux that generate multiple chemical layers (PDR,
molecular layer, cold mid-plane...). The temperature gradients give rise to radial and
vertical snow-lines and to a very rich and complex surface chemistry. Moreover, the
detected molecular inventory in disks is small as compared to the ISM (See in Table. 2.1)
due to the angular extent of most disks and because many complex molecules are locked
on the grains [McGuire, 2018]. Despite the difficulty to detect molecules in disks, it is
necessary to do so if one wants to trace the chemical content and retrieve information
about the physical environment. in short, disks are very complex systems and still quite
poorly understood. Yet, their study is paramount as they are the birthplace of planets.
To help astronomers understand the observed physical and chemical complexity of disks,
building chemical models is required.

Disks modelling has been a very active topic of research over the last decade and the
increasing computation power has allowed to build very sophisticated models. Numerous
gas-grain codes have been developed and used. Figure 1.5 provides a small selection of six
studies representative of what has been done for disk modelling over the last ten years.
Ruaud and Gorti [2019], for instance, built a model of disk using a thermochemical model
to study the effect of grain surface reactions on the chemistry. They used a state-of-the-
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art 3-phase model that makes the distinction between ice surface layers and icy mantles,
as we will see. The 3-phase model is one of the most sophisticated astrochemical model
developed so far.

Also, calculating the dust temperature is extremely important to properly study the
chemical evolution. In most studies, grain growth and dust settling are properly taken
into account. However, the chemistry is usually computed over average optical properties
so that only an averaged dust temperature is assumed to account for multiple dust pop-
ulations. The question of the size-dependent dust temperature effect on the chemistry is
yet to be answered.

Figure 1.5: Selection of 5 studies using state-of-the-art protoplanetary disk modelling + the
study presented in this thesis (red frame).

1.3.2 Disk model using multiple grain sizes

Heese et al. [2017] studied the effect of a dust temperature spread-out in optically thick
disks using a 3D radiative transfer code. They created a disk model using a grain size
distribution subdivided into a set of 16 logarithmically distributed intervals and they
tested the impact on the thermal properties. The full grain size is ranging from 5 nm
to 1 mm. Added to that, they computed the weighted mean dust parameters of the full
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range serving as a reference.
Figure 1.6 shows the vertical dust temperature distribution at a radius of 50 au from

the star for a selection of five dust sizes and for the reference disk (blue line). Heese
et al. [2017] found that in optically thick disks the temperature spread can be as large as
63 %. Of course, this temperature spread is expected to have a dramatic impact on the
chemical evolution of disks and defining accurate size-dependent temperatures appears
to be vital. This thesis work was dedicated to test this assumption.

Almost simultaneously, was developed by Iqbal and Wakelam [2018] a new version
of the gas-grain code NAUTILUS that can account for such size temperature-dependent
distributions. This new code is called the Nautilus Multi-Grain Code (NMGC). For the
first time we are able to build chemical models of disks composed of realistic multiple
grain populations, all of which are chemically-independent.

Figure 1.6: Vertical temperature distribution of five grain sizes out of 16 at a radius of 50 au
from the star in an optically thick disk. The blue curve represents the reference disk composed
of a single grain size [Heese et al., 2017].

1.3.3 The Flying Saucer: an quasi edge-on disk

As we have seen, determining the material content in disks can be challenging. Fortu-
nately, we can take advantage of the random inclinations from which we see disks from
the Earth. Some of them are directly observed from the edge, which means that we
can characterize their vertical and radial structure in gas and dust and reveal precious
information about the physical condition (temperature, density, ionization rate...) and
the chemical content.
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A very good example of such disks is 2MASS J16281370-2431391, commonly called
the Flying Saucer (see Fig. 1.7), which is a typical T Tauri disk located in the outskirts of
the ρ Oph dark cloud at around 120 pc. Its inclination, estimated at ∼ 87◦ along the line
of sight, makes it a nearly purely edge-on disk and a unique observational opportunity.
Dutrey et al. [2017] for instance, used ALMA to observe CO J=2-1 and CS J=5-4 in the
disk and retrieve the vertical thermal structure of the disk and vertical profile of CO and
CS. They shown evidence for a vertical temperature gradient using the CO emission and
that CS and CO peak at different altitudes. Also, although the Flying Saucer represents
a powerful tool to find out more about the vertical and radial structure of T Tauri disks,
it still requires powerful instruments with high enough angular resolution.

Given the large number of observationally derived parameters of the Flying Saucer,
we choose to use them as input to build our disk models for the thesis work. edge-on
configuration is perfectly suited for that.

Figure 1.7: The Flying Saucer (2MASS J16281370-2431391), a protoplanetary disk located in
the outskirts of the ρ Oph dark cloud L 1688. Credit: Digitized Sky Survey 2/NASA/ESA

1.4 Overview of the thesis

The goal of this thesis is to test the effect of multiple temperature-dependent grain sizes
on the chemical evolution of a typical gas-rich T Tauri disk like the Flying Saucer. On a
large scale, this projects aims to answer broad questions like:

• What is the impact of grain size on the chemical richness?

• How and where complex molecules form inside protoplanetary disks?

The originality of this thesis partially lies in the use of the latest multi-grain version
of NAUTILUS (NMGC) hand in hand with the 3D Monte-Carlo continuum radiative
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transfer code POLARIS to properly compute dust temperature and then simulate the
chemistry on several grain populations. This required to:

1. Build a comprehensive gas and dust disk model composed of properly defined grain
populations of independent sizes and temperatures.

2. Use the radiative transfer code POLARIS to have consistent values of grain tem-
peratures as a function of the grain sizes and of the stellar and interstellar radiation
field.

3. Make sure to couple the radiative transfer simulations to the chemical models in a
consistent manner.

4. Interpret the chemical results in the case of disks consisting of grains with multiple
sizes and temperatures.

The special feature of studying the chemical and physical structure of protoplan-
etary disks is that it requires the expertise of an astronomically (both literally and
figuratively) large range of scales and topics, from the nanometer to the astronomical
unit and from hydrodynamics to kinetics chemistry. This required to split the thesis
in two parts. The first part (Chapters 2 and 3) are here to introduce the necessary
technical background that was needed to understand and achieve the thesis work. The
second part (Chapters 4, 5 and 6) presents both the conduct of the project and the results.

More specifically, the manuscript is organized as follows:
In chapter 2, we present a detailed description of early protoplanetary disks and their

evolution, both from the point of view of theory and observation. The concepts presented
in this chapter will serve as a contextual setting and as a basis for the disk modelling
performed during this thesis.

The first part of chapter 3 is dedicated to describing the most fundamental chemical
processes at stake in protoplanetary disks, in particular those embedded in the chemistry
code NAUTILUS. This will serve as a basis to understand the interpretations of the
chemistry results. The second part of the chapter describes the working principle of
NAUTILUS, more specifically the three-phase model and the multi-grain version of the
code. The last part addresses theoretical and observational aspects of H2 formation in
space which will justify the implementation of stochastic formation rates in NAUTILUS.

In chapter 4, we presents the physical disk model built and used during this thesis
work, both for the radiative transfer simulations and chemistry simulations. The physical
disk structure is derived using the parameters of the Flying Saucer.

chapter 5 is a key chapter as it is concerned with describing the coupling between
radiative transfer simulations to the chemical code NAUTILUS.

In chapter 6, we presents a bunch of important results both from the radiative transfer
simulations and from the chemistry simulations. The first part of the chapter presents
the dust temperature and UV flux results in the case of a full grain size and spatial
distribution in the disk model. The second part presents chosen substantial results of
chemistry from NAUTILUS.
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In chapter 7, we give an overview of the main results of the thesis. Then, we briefly
describe ongoing projects and future perspectives that are direct follow-up of this work.
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2.1 Observable properties of disks

2.1.1 Classifications of Young Stellar Objects

The evolution of a Young Stellar Object (YSO), from its early phase as a protostar to
a main-sequence star, is usually described according to the shape of its SED λFλ (left
column of Figure 2.1). A typical SED exhibits an infra-red excess (displayed in red in the
SEDs of Fig. 2.1) and an ultra-violet excess (displayed in yellow). The infra-red excess
is usually attributed to the presence of hot dust in the disk around the protostar while
the ultra-violet excess is attributed to accretion processes of gas onto the stellar surface.
The slope of the SED between near-IF and mid-IF is defined as,

αIR =
d log(λFλ)

d log(λ)
(2.1)

which is a useful tool to quantify the magnitude of the IR excess and classified the
evolution stages of YSO.

The SEDs are observationally classified into four different class detailed in Figure 2.1
and interpreted as different successive evolutionary phases [Adams et al., 1987] of stellar
formation.

• Class 0: SED peaks in the far-IF and even mm domain of the spectrum without
any visual or mid-IF emission. Thus, the slope αIR does not exist. This stage is
that of a protostar still collapsing and strongly accreting where the majority of the
mass is still embedded in the accreting envelope.

• Class I: SED is almost flat (αIR). The SED peaks in the far-IR with a minor
rising of the shape into mid-IR characterizing the dust emission of the circumstellar
accretion disk. These objects are older than Class 0 objects. Most of the mass is
now in the central core.

• Class II: SED due to the emission of the disk and of the central pre-main sequence
star, falls into mid-IR (-1.5 < αIR < 0). The envelope is now dissipated. These
objects are called Classical T Tauri star (CTTS)s. An excess of UV due to accreting
material is commonly detected.

• Class III: Pre-main sequence stars with little or no IR excess (αIR < -1.5). These
objects have an almost pure stellar photospheric spectrum, meaning that most of
the gas disk has almost disappeared and that only a debris disk remains.

2.1.2 Accretion rate

It is first important to point out the distinction between active and passive disks. In
active disks, the release of gravitational potential energy as gas flows inward is the main
source of energy. Active disks are therefore accreting disks. In passive disks, the internal
heat essentially comes from the stellar radiation.
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Figure 2.1: The four stages of stellar formation, from class 0 to class III. The IR excess are
displayed in red while the UV excess are displayed in yellow. [Extracted from André, 2002]
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Let us consider an active disk with an accretion rate through the disk Ṁ . In a steady-
state disk, with the radial inward velocity vr, we can define the accretion rate as:

Ṁ = −2πrΣgvr = constant (2.2)

where Σg is the gas surface density. We will discuss the value of the radial inward velocity
in Section. 2.5.3.

However, in practice, the accretion rate is estimated by measuring the stellar and disk
luminosity. The luminosity of the disk in the infra-red LIR is the sum of the fraction of
intercepted stellar luminosity reprocessed by the disk and half of the accretion luminosity:

LIR = fL∗ +
1

2
Laccr. (2.3)

We can derive Laccr and therefore the accretion rate Ṁ by comparing LIR to the stellar
luminosity L∗. In typical CTTSs, the stellar magnetic field disrupts the inner disk at a
radius Rm. For a star of mass M∗ and radius R∗, the accretion luminosity is written as,

Laccr ≈ GM∗Ṁ

(
1

R∗
− 1

Rm

)
(2.4)

We note that this implies to know the fraction f with a good approximation but uncer-
tainties can affect the estimation of f . The accretion luminosity is generated by shocks
or hotspots on the stellar surface. A typical estimated values of the mass accretion rate
around solar mass stars using this method is Ṁ ∼ 10−8M� yr−1.

Lifetime Characterizing the typical disk lifetime is crucial as it gives a maximum
timescale to allow for planets to form. Many estimations of disk lifetime are performed
via statistical approaches. The idea is to consider the largest unbiased sample possible
of T Tauri stars of known age and compare the disk evolution to the age of the star. To
do so, we study the IR excess of the T Tauri’s SED. For instance, a lack of IR excess at
certain wavelengths indicates that a region of the disk has been cleared. Most statistical
surveys has shown that disks can live for as long as a few107 yr.

2.1.3 Chemical reservoirs in disks

99% of the disk mass content is gas, the other 1% is made of solid dust particles. This is
roughly the same ratio as in the molecular cloud matter from which the disk was formed.
However, the observed gas-phase chemical content in disks is much more scarce than
in the ISM. Table. 2.1 shows a list of detected molecules and isotopologues in disks to
date [McGuire, 2018]. This is probably due to several factors that alter the possibility
to observe molecules. The first reason is the very small angular apparent size of most
disks, as even the nearest objects are only of the order of the arcsecond, contrary to
clouds whose size can extend to several degrees. Disks push the limits of observation and
challenge even the most powerful instruments like ALMA. The second factor is due to the
disk structure itself. Complex molecules are formed and locked on dust grain surfaces in



2.1. Observable properties of disks 45

the cold shielded mid-plane of disk, which drastically decreases the detectability of such
molecules. The poor quantity that are liberated to the gas-phase is within very narrow
regions of the disk. Gas-phase molecules also tend to reach upper layers of the disk where
they meet the intense UV flux resulting in large photo-destruction rates.

Another fundamental question is the chemical inheritance of disks. While the primor-
dial dense molecular clouds are usually already very rich, it is very likely that the stellar
formation process modifies the chemical material of the cloud and it is still unknown how
much of the chemical content survives the collapse (see for instance Visser+etal2009).

Figure 2.2 illustrates the vertical structure of a disk and the global different chemical
layers. The surface layers, subject to intense photo-destructive UV radiation, is a PDR-
like region where the chemistry is dominated by atomic ions charge exchange. In particu-
lar, the ion C+ can be found in majority but other ions exist in smaller abundance. As the
extinction increases and the Av reaches ∼ 1 deeper in the disk, ions can be recombined
with electrons and the chemistry transitions to neutrals and molecules. Atomic hydro-
gen is mostly transformed into molecular hydrogen H2. Molecules are then self-shielded
and shielded which results in a substantial decrease of the UV radiation penetration and
the photodissociation rates. Gas-phase CO, in particular, becomes abundant, along with
other molecules such as HCN, H2CO and CS. The layer is called the "molecular layer. As
we go even deeper in the disk, the temperature suddenly drops (down to ∼ 5 - 10 K) and
the chemistry becomes dominated by icy processes of adsorbed species on grain mantles.
The hydrogenation of various icy molecules on surfaces allows to increases the chemi-
cal complexity. Only CH3OH and CH3CN [Öberg et al., 2015, Walsh et al., 2016] have
been detected in the gas-phase, but as mentioned above, observing complex molecules in
disks requires extremely powerful instruments using state-of-the-art techniques (velocity
stacking or matched-filtering techniques).

Table 2.1: List of molecules detected in protoplanetary disks, with two to six atoms as of 2018
[McGuire, 2018].

2 atoms 3 atoms 4 atoms 5 atoms 6 atoms
CN H2O NH3 HCOOH CH3CN
C15N HCO+ H2CO c-C3H2 CH3OH
CH+ DCO+ C2H2 CH4

OH H13CO+ HC3N
CO HCN

13CO DCN
C18O H13CN
C17O HC15N
H2 HNC
HD H2S
CS N2H+

C34S N2D+

SO C2H
CO2
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Figure 2.2: Molecular structure for a typical disk orbiting a young solar-mass star: the volume
density is shown in color as a function of radius r and altitude z above the mid-plane. The
pink lines show the isotherms at 17 and 20 K. The red line gives the area sampled by Herschel
observations while the blue line give the area sampled by ALMA. The vertical structure is divided
into three layers: I) the PDR-like layer irradiated by the UV stellar and interstellar field, II) the
molecular layer and III) the mid-plane where only H2 and deuterated isotopologues of simple
molecules are abundant in the gas-phase (from Dutrey et al. [2014]).

2.1.4 Observation of disks

Observing protoplanetary disks is an extremely challenging task. One reason is that most
of their content (dust and gas) is opaque to visible light; another is that disks are very
small objects. Their angular size (the apparent size to which they appear on the Celestial
sphere) is usually tiny, as we will see, even for the closest disks. In other words, they
require very sophisticated observational tools with high resolution and high sensitivity
to specific intervals of the electromagnetic spectrum. Fortunately, the 21st century has
seen the rise of a new observational era with unprecedented powerful telescopes that has
boosted the study of disks over the last decades, such as mm/sub-mm interferometers.

2.1.4.1 Atmospheric transparency

The first observational limitation is the Earth’s atmosphere. Figure 2.3 illustrates the
atmospheric opacity as a function of wavelength. Visible light is quite well observable
from the Earth with minor atmospheric distortions that can be corrected by adaptive
optics and by observing at high altitudes. Radiations at shorter wavelengths, such as
UV, X-rays and Gamma rays are almost totally blocked by the upper atmosphere and
space-based telescopes are required to observe in this electromagnetic domain. Most of
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the IR radiations are absorbed by atmospheric gases and are also best observed from
space or from air-bone observatories.

Figure 2.3: Atmospheric electromagnetic transparency (from Wilson et al. [2013]).

There is, on the other hand, a large atmospheric transparency window in the radio
wave frequencies, which makes these waves observable with ground-based telescopes.
Radio waves are the ideal domain to probe the cold Universe and, lucky for us, disks
are relatively cold objects.

2.1.4.2 Resolution

Most nearby known protoplanetary disks are located at about ∼ 100 pc from the Sun in
the Rho Ophiuchi cloud complex. Even at this relative small distance, a typical disk of 100
au diameter will have an angular size of nearly 1 arcsecond. The Rayleigh criterion shows
that a telescope of diameter D, observing at wavelength λ has a resolution of θ = 1.22λ/D.
The resolution θ is then the minimum observable angular size. We see that the larger
the diameter, the better the resolution. But we also see that the resolution goes down
for large wavelengths. Let’s assume we want to observe the closest known protoplanetary
disk, orbiting around TW Hydrae, a ∼ 10 Myr old TTS located at a distance of ∼ 59.5 pc
[Gaia Collaboration et al., 2016]. The apparent size of the disk is about 4 arcseconds. If
we use a ground-base telescope of diameter D = 8 m, observing at λ = 3 µm, the resolution
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will be about 0.1 arcseconds, allowing 40 resolution points to observe the whole disk. At
λ = 30 µm, this drops to only 4 resolution points. The relationship between resolution
and diameter has motivated the construction of increasingly powerful telescopes.

To counteract the physical constraints imposed by the size, astronomers have devel-
oped interferometric techniques, which correlates the received signal from two or more
telescopes to simulate the resolution of a larger telescope (its resolution being given by
the longer baseline). The late 20th century has seen the construction of many such
radio-interferometers.

A significant example is the ALMA interferometer in Chile, the most complex inter-
ferometer ever built to date, which is made of 66 state-of-the-art antennas. The baseline
can be spread over distances of up to 16 km, achieving a resolution of up to 0.01 arc-
seconds. Figure 2.4 shows a gallery of 20 high-resolution images of protoplanetary disks
observed by ALMA during the large survey program Disk Substructures at High Angular
Resolution Project (DSHARP) in 2018 (see Andrews et al. [2018] or Huang et al. [2018]).
The survey has revealed substructures and complex patterns that changed our views on
these objects.

2.1.4.3 Thermal radiation

One fundamental reason why mm/sub-mm domain is essential is the overall temperature
in disks. Indeed, disks are cold objects. This is especially true for the dust. The tem-
perature can be determined via the equilibrium between absorbed energy by the grain
and the energy re-emitted. The absorbed energy comes mostly from stellar or diffuse
interstellar radiations and from collision with gas particles. The energy is re-emitted at
longer wavelengths through thermal radiation in a quasi-black body like shape.

In protoplaneraty disks around T Tauri stars, the radiation field is effectively blocked
by the gas and dust of the upper layers. As a consequence, in the mid-plane, where
planets form, the grain’s equilibrium temperature Td is expected to be as low as 10 K
in the mid-plane. Assuming a black-body, we derive a peak emission wavelength from
Wien’s law at this temperature of about 290 µm. This shows that the observation at mm
wavelengths is necessary.

2.1.4.4 Spectroscopy

Unlike the dust, the gas possesses discrete emission lines. When an atom interacts with
electromagnetic radiation, the transition states between the particle’s quantized energy
levels generate discrete emission lines. Each atom possess a unique emission spectrum.
Observing particular spectral transitions is therefore the signature of the presence of
particular species.

The spectral structure of molecules is far more complex than that of atoms. For
molecules, the discrete spectral lines are not restricted to electronic transitions and we
also have to consider energy transitions that are associated with molecular motion i.e.
rotation and vibration.

The detection of spectral lines of commonly observed molecules can be used to derive
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Figure 2.4: Gallery of 240 GHz (Band 6) continuum emission images for 20 disks in the DSHARP
sample. Beam sizes and 10 au scalebars are shown in the lower left and right corners of each
panel, respectively. Credit: ALMA (ESO/NAOJ/NRAO), Andrews et al. [2018].
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crucial informations about the physical conditions since the line intensities and profiles
depend, for instance, on the temperature, the gas density or the kinematic properties of
the observed object. This is therefore a very powerful tool in astrophysics.

Molecular hydrogen is the most abundant molecule and could be an ideal probe to
characterize the physical environments. Unfortunately, H2 has no permanent electric
dipole moment giving rise to rotational or vibrational lines due to its symmetry, so H2

is particularly difficult to observe. We have to consider other molecules to trace the
physical conditions. The second most abundant molecules, CO and CO isotopologues,
have a dipolar moment. The wavelength of the well-known rotational transition of CO
from level J = 1 to J = 0 is 2.6 mm, well inside the mm/sub-mm domain. CO is
therefore easily observed and mapped with ground-based telescopes and is used as the
main tracer of the physical conditions and, in particular, of H2. The other commonly
used molecules are HCO+, H2CO, CS, CN, HCN and HNC [Dutrey et al., 2014].Over
the last decades, the new facilities (ALMA, NOEMA...) have allowed to observe at a
better spatial and frequency resolution and detect additional molecules (DCN, N2H+,
H2O, HC3N, CH3OH...). Figure 2.5, for example, shows the detection of N2H+ 3 – 2,
DCO+ 4 – 3, and C18O 2 – 1 in the HD 163296 disk by Qi et al. [2015]. This demonstrates
again that studying the physical conditions of disks naturally requires to do chemistry.

Figure 2.5: Detection of N2H+ 3 – 2, DCO+ 4 – 3, and C18O 2 – 1 in the HD 163296 disk [Qi
et al., 2015].

2.2 Physical properties and disk structure

In the following description, unless otherwise specified, we use subscript g for gas, sub-
script d for dust and subscript 0 for values given at reference radius. Volumes are ex-
pressed in cm−3 and the mass in g. n always describes a number density while ρ always
describes a mass density. The structure described is that of an axisymmetric, non-self-
gravitating, thin, accretion disk, evolving slowly between static states. Thus, the disk
can be simply described using cylindrical coordinates decomposed into a radial distance
r from the central star and an altitude z above the mid-plane. The main quantities dis-
cussed are the grain size a, the gas temperature Tg(r, z), the dust temperature Td(a, r, z),
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the gas number density ng(r, z), the dust number density nd(a, r, z), the gas molecular
content and the ionization fraction.

Figure 2.6: Fluid element E in a disk at a distance d =
√
r2 + z2 from the star.

2.2.1 Vertical structure

The vertical structure of a geometrically axisymmetric thick disk can be derived by con-
sidering hydrostatic vertical equilibrium. The most simple case is an optically thick disk
irradiated by stellar flux with negligible mass compared to the mass of the star. This
is the case for the majority of TTauri disks whose average mass is of the order of a few
1/100 of the central star.

If we assume, as a first approximation, that the gas is described by the equation of
state, has the constant sound speed cs, and that the disk is vertically isothermal, the gas
pressure is given by:

P = ρgc
2
s (2.5)

where ρg is the mass density of the gas. The sound speed is related to the gas temperature
via c2

s = kBTg/µmH , where kB is the Boltzmann’s constant,mH is the mass of an hydrogen
atom and µ is the mean molecular weight. Thus, the gas pressure can be written in the
form:

P =
ρgkBTg
µmH

(2.6)

The vertical pressure gradient is,

dP

dz
= −ρggsin(θ) = ρggz (2.7)

The fluid element E (see Fig. 2.6) is at a distance d =
√
r2 + d2 from the star. Assuming

the disk contribution to the gravitational force is negligible, the vertical component of
gravity gz seen by the element in cylindrical coordinates is,
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gz =
GM∗
d2

sin(θ) =
GM∗
d3

z. (2.8)

where M∗ is the mass of the central star and G is the gravitational constant. For a thin
disk, z << r, so gz ' Ω2

Kz, where ΩK(r) =
√
GM∗/r3 is the Keplerian angular velocity.

Substituting into Eq. 2.23 yields,

dP

dz
= −ρgΩ2

Kz = −ρg
√
GM∗
r3

z (2.9)

Substituting Eq. 2.6 into Eq. 2.9 yields,

kB
µmH

∂(ρgTg)

∂z
= −ρg

GM∗
r3

z (2.10)

⇐⇒ ∂(ρgTg)

∂z
= −ρgµmH

kB

GM∗
r3

z (2.11)

⇐⇒ ∂ ln(ρg(r, z))

∂z
= −

[(
µmH

kBT

)(
GM∗
r3

)
z +

∂ ln(T )

∂z

]
(2.12)

Equation 2.12 is the equation of the vertical hydrostatic equilibrium we want to solve
analytically. In the isothermal case (∂ ln(T )/∂z = 0), the solution becomes trivial. Con-
sidering the gas scale height can be written as follows:

Hg(r) =
cS
ΩK

=

√
kBTmidr3

µmHGM∗
(2.13)

where T (z) = T (z = 0) = Tmid, we can substitute Eq. 2.13 into the equation of the
vertical hydrostatic equilibrium (Eq. 2.12) so that it becomes:

d ln(ρg(r, z))

dz
= − z

H2
g (r)

(2.14)

Integrating Equation 2.14 over z, the solution is,

ρg(r, z) = ρg(r, z = 0) exp

[
− z2

2Hg(r)2

]
(2.15)

where ρg(r, z = 0) = ρg,mid(r) is the mid-plane density. Defining the surface density
Σg(r) =

∫
z
ρdz, we write:

Σg(r) = ρg,mid(r)

∫ +∞

−∞
exp

[
− z2

2Hg(r)2

]
dz. (2.16)

By integrating Eq. 2.16 and substituting into Eq. 2.15 we obtain:

ρg(r, z) =
Σg(r)√
2πHg(r)

exp

[
− z2

2Hg(r)2

]
(2.17)
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We have found the standard vertical mass density profile of the gas in an isothermal disk
in hydrostatic equilibrium. It is clear that the profile has a gaussian shape.
As previously mentioned, actual disks are not exactly vertically isothermal even though
the approximation is sufficient for most disk models. If the disk is accreting, the density
profile of a non-isothermal disk will depart from a gaussian shape.

The shape of the disk depends on the ratio Hg(r)/r = cs/vφ, where vφ is the local
azimutal velocity. If we parametrize the radial variation of cs such that:

cs ∝ r−β. (2.18)

Then the aspect ratio depends upon,

Hg(r)

r
∝ r−β+ 1

2 (2.19)

If β = 1/2, the disk has a constant opening angle and has a flat1 geometry. If β > 1/2,
the disk is called self-shadowed and is irradiated by the star only at their inner edge. If β
< 1/2, the disk thickness increases with r. Such geometry is called flaring, allowing the
disk to intercept a significant fraction of the stellar flux. We will see that the majority
of the disks have a flaring geometry.

2.2.2 Radial structure in disks

2.2.2.1 Disk rotation

Neglecting the gas pressure, each fluid element in the disk is in a perfectly Keplerian
rotation around the star with a specific angular momentum l = ΩK(r)r2 where ΩK(r) is
the Keplerian angular velocity:

Ωg,K(r) =

√
GM∗
r3

⇐⇒ vg,K(r) =

√
GM∗
r

(2.20)

In circumstellar disks, however, the pressure decreases with the radial distance (dP/dr
< 0). Thus, in addition to the gravity and centrifugal force, the radial force undergone
by a fluid element is also balanced by a radial pressure gradient. As a consequence, the
effective gravity "felt" by a parcel of gas is smaller than the gravity exerted by the star
alone and therefore the orbital velocity of the gas is smaller than the Keplerian velocity.

Given a radial density profile, we can derive the orbital velocity of the gas vg,φ in the
mid-plane using the azimuthal component of the momentum equation,

∂v

∂t
+ (v.∇)v = − 1

ρg
∇P −∇Φ (2.21)

which is written in the mid-plane as:

1As pointed out by (Dullemond 2013 les Houches), flat actually means Hg ≈ 0 and we should instead prefer
the term conical. However, as the term flat is more widely used in the literature, we will use the term flat in this
thesis.
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v2
g,φ

r
=
v2
g,K

r
+

1

ρg,mid

dP

dr
. (2.22)

where P is the pressure in the mid-plane of the disk. We see that the orbital velocity de-
viates from strict Keplerian rotation by a magnitude dependent on the pressure gradient.
Considering Equation 2.5 and 2.13, we can estimate this magnitude as follows:

1

ρg,mid

dP

dr
∼ − 1

ρg,mid

P

r

∼ − 1

ρg,mid

ρg,midc
2
s

r

∼ − GM∗
r2

(
Hg

r

)2

(2.23)

Equation 2.22 can then be written as:

v2
g,φ = v2

g,K

[
1−O

(
Hg

r

)2]
. (2.24)

Equation 2.24 shows that the deviation to the Keplerian velocity vg,K is of the order of the
the aspect ratio of the disk. For a thin (Hg/r), the contribution is negligible and to a good
approximation the velocity is Keplerian. However, the consequences of this deviation on
solid particles dynamics in the disk are critical for planet formation processes.

2.2.2.2 Disk radial distribution and evolution

Let us describe the matter radial distribution with the surface density Σg(r). As just seen,
the deviation from the Keplerian velocity is small and the angular momentum within the
disk, to a good approximation is that of a Keplerian orbit l = ΩK(r)r2, which is an
increasing function of the radial distance. During the evolution of the disk, matter is
lost via accretion by the star and the angular momentum cannot be conserved. The
momentum lost close to the star must be redistributed throughout the disk. This process
is called angular momentum transport.

Following Pringle [1981], we consider a parcel of gas and derive the equation of motion.
The disk is assumed to be axisymmetric about its center of rotation so that we can use
the coordinates (r, z). The disk has a surface density Σg(r, t) and a radial velocity vr(r, t).
Let us consider an annulus from r to r + ∆r. The equation is then written,

∂

∂t
(2πr ·∆r ·Σg) = vr(r, t) · 2πrΣ(r, t)− vr(r+ ∆r, t) · 2π(r+ ∆r) ·Σg(r+ ∆r, r). (2.25)

Taking the limit for small values of ∆r, we can perform an elementary derivation:

r
∂Σg

∂t
+

∂

∂r
(r∆vr) = 0. (2.26)
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Considering the conservation of angular momentum we write,

r
∂

∂t
(Σgr

2Ω) +
∂

∂r
(rΣvr · r2Ω) =

1

2π

∂G

∂r
(2.27)

where Ω = Ω(r) is the angular velocity of the disk and the right-hand side of the equation
is the net effect of the viscous torques due to inner and outer annuli. From fluid dynamics
[Pringle, 1981] the quantity G is written in terms of the kinematic viscosity ν as,

G = 2πr · νΣgr
dΩ

dr
· r. (2.28)

The right-hand side of Eq. 2.28 is the product of the annulus diameter, the viscous force
per unit length and the level arm r. Then, substituting G in Eq. 2.27 by Eq. 2.28, elimi-
nating vr from these two equations and limiting to a Keplerian potential with Ω ∝ r−3/2,
we obtain,

∂Σg

∂t
=

3

r

∂

∂r

[
r1/2 ∂

∂r
(νΣgr

1/2)

]
(2.29)

which represents the spatial- and time-dependent evolution equation of an accretion disk.
Solving the equation to find the surface density distribution throughout the disk relies
on the viscosity ν we consider.

Solutions: One of the most successful and practical solution is the self-similar one de-
rived by Lynden-Bell and Pringle [1974]. They assumed that the viscosity was defined by
a power-law distribution in radius, ν ∝ rγ and that at time t = 0, the disk has a surface
density profile corresponding to a steady-state solution with an exponential cut-off at
r = r0. The initial surface density is,

Σ(t = 0) =
C

3πν1xγ
exp

[
− x(2−γ)

]
. (2.30)

where x = r/r0, C a normalization factor and ν0 the viscosity at r0. The self-similar
solution is then,

Σ(x, T ) =
C

3πν0xγ
T−(5/2−γ)/(2−γ) exp

[
− x(2−γ)

T

]
(2.31)

where,

T ≡ t

ts
+ 1 (2.32)

and,

ts ≡
1

3(2− γ)2

r2
0

ν0

. (2.33)

where ts is the viscous time of the disk, which is of the order of a few 105 yr [Guilloteau
et al., 2011]. The solution (Eq. 2.31 shows that the disk mass decreases as the disk size
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increases to conserve angular momentum.

2.2.3 Thermal structure

Now that we have described the gas distribution in the disk, we want to determine
the temperature structure the disk as a function of the distance r and altitude z. To
answer this question, we must first determine what the cooling and heating processes
at work in a disk are. In the case of a passive disk (not accreting), the temperature
is fully determined by stellar radiation. However, if we consider an accreting disk, the
temperature is also determined by viscous heating processes. In this section, we will first
describe the temperature in a passive disk, then we will consider an active disk where
both viscosity and stellar radiation contribute to the temperature.

Figure 2.7: Unit surface area in the disk mid-plane at distance r from a star of radius R∗. The
coordinates are [Extracted from Armitage, 2019]

Heating by stellar radiation In most disks, the main heating process is stellar irra-
diation (even accreting ones), in particular in the late stages of evolution. As we have
seen, protoplanetary disks are optically thick objects and the stellar radiation will mostly
be absorbed by the surface layers of the disk. However, the amount of absorption of
radiation is totally dependent on the geometric shape of the disk. In the case of self-
shadowed disks, only the inner edge is irradiated and the rest is not illuminated. In the
case of flaring disks, there exist a shallow grazing angle allowing for the disk surface to
be illuminated.

First, following Adams and Shu [1986], Kenyon and Hartmann [1987], Chiang and
Goldreich [1997] and Armitage [2013], we consider a flat thin disk that absorbs all stellar
light and re-emits it locally as a black-body. As see in Figure 2.7, we set up spherical polar
coordinates and consider a stellar ray passing through the unit surface area at distance r
from a star, forming an angle θ to the line joining the element to the center of the star.
The star is modeled as a spherical black-body of effective temperature T∗ and radius R∗.
The flux passing through the surface area is,

F =

∫
I∗ sin θ cosφdΩ (2.34)
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where I∗ is the brightness of the star, φ is the azimuthal angle defining different rays with
same angle θ and dΩ is the element of solid angle. If we only consider the flux coming
from the upper surface of the star, the limits of the integral are,

−π/2 < φ ≤ π/2

0 < θ < sin−1

(
R∗
r

)
.

(2.35)

Substituting dΩ = sin θdθdφ into Eq. 2.34 and solving the integral yields,

F = I∗

[
sin−1

(
R∗
r

)
−
(
R∗
r

)√
1−

(
R∗
r

)2]
. (2.36)

Moreover, considering that the brightness of the star is I∗ = (1/π)σT 4
∗ and the flux

emitted from the one-sided disk element is σT 4
disk, where σ is the Stefan-Boltzmann

constant, then, as the emitted and absorbed flux are to be equal, the radial temperature
profile becomes,

(
Tdisk
T∗

)
=

1

π

[
sin−1

(
R∗
r

)
−
(
R∗
r

)√
1−

(
R∗
r

)2]
. (2.37)

Then, integrating over radii, the total disk flux is written as:

Fdisk = 2

∫ ∞

R∗

2πrσT 4
diskdr

=
1

4
F∗

(2.38)

The results show that the luminosity of the disk represents one-quarter of that of the star
so that a passive flat disk is predicted to be less luminous than the star.

Assuming we are sufficiently far from the star surface (R∗/r � 1) we can expand the
right-hand-side of Equation 2.37 in a Taylor series so that the disk temperature can be
written in a more friendly form:

Tdisk ∝ r−3/4. (2.39)

The sound speed is then cs ≈ r−3/4 and if the disk is assumed vertically isothermal, the
aspect ratio (see Eq. 2.19) becomes,

Hg

r
∝ r1/8. (2.40)

This tells us that the disk must have a moderate flaring geometry even considering a flat
disk model. If the disk flares, then the surface intercepts a larger amount of radiation
and the disk has a higher temperature. Therefore, the temperature profile as defined by
Eq. 2.39 shall be the steepest expected temperature profile for passive disks.
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Let us now consider a more realistic disk with an assumed flaring angle. The analytical
treatment is far more complex than the flat case, but we can simplify the resolution by
considering the star to be a point-source with R∗ always very small compared to the
dimension of the disk. Let us call the grazing angle ϕ and assume that this angle is
always very small (ϕ� 1). The stellar flux at distance r is F∗(r) = L∗/4πr

2 where L∗ is
the stellar luminosity. The heating irradiation is twice (we consider the two sides of the
disk) the projection of the stellar flux onto the surface of the disk,

Qirr
+ (r) = 2× sinϕF∗(r) ' φ

L∗
4πr2

(2.41)

The disk must in turn re-emit in order not to become hotter and hotter. To a good
approximation, the disk must irradiate the whole heating Qirr

+ away so that Qirr
+ = Qirr

−
where Qirr

− is the cooling rate. If we assume a Planck function with temperature Teff
then the cooling rate is,

Qirr
− = 2σT 4

eff . (2.42)

Equating Eq. 2.41 and 2.42 we find,

Teff =

(
ϕ

L∗
4πσr2

)1/4

. (2.43)

By observing that L∗ = 4πR2
∗ΣgT

4
∗ , Eq. 2.43 becomes:

Teff = T∗

(
R∗
r

)1/2

ϕ1/4 (2.44)

inferring that the disk temperature is proportional to r−1/2.

Combining irradiation and accretion In the case of an active disk, where both viscous
heating Qaccr

+ and irradiation Qirr
+ are at work, the energy balance must be written as:

Q− = Qirr
+ +Qaccr

+ . (2.45)

Then, the effective temperature is [see Shakura and Sunyaev, 1973, for a detailed analysis
of the viscous heating]:

Teff =

(
3

8πσ
ṀΩ2

K + ϕ
L∗

4πσr2

)1/4

. (2.46)

where the first term of the right-hand side is the term of the viscous heating. Equa-
tion 2.46 shows that for small radii, Teff is dominated by accretion while for large radii
Teff is dominated by stellar radiation.
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2.3 Transport of angular momentum

During the accretion phase of a disk, angular momentum must be transferred outwards
in order for the material to move inwards and be accreted onto the star. Characterizing
the efficiency of this transport is paramount as it regulates the evolution of the disk. We
note that there are also strong bipolar flows in class O and I YSO.

In this section, we will introduce how viscosity originates and discuss the basic prin-
ciple of the transport of angular momentum and turbulence within disks.

2.3.1 Origins of viscosity

In Section 2.2.2.2, we used a term called ν without explicitly specifying its definition.
Here, we briefly introduce the origin of viscosity, the typical values and its importance in
the context of protoplanetary disks.

The first type of viscosity that astrophysicists thought of is the molecular viscosity,
which originates from thermal motion of the gas. It turns out that molecular viscosity is
in fact negligible in protoplanetary disks. Let us consider a gas in which the mean free
path is λ = 1/nσ, where n is the number density of molecules and σ is the collisional
cross-section. The viscosity is,

ν ∼ λcs. (2.47)

For a typical distance r = 10 AU in a disk, the molecular viscosity will be ν = 2.5× 107

cm2/s. If we estimate the corresponding viscous timescale at this distance we find,

αν =
r2

ν
≈ 3× 1013yr. (2.48)

It is clear that the timescale is way too large to account for the observed disk evolution.

Shakura-Sunyaev viscosity Molecular viscosity appears to be too small to provide a
source of turbulence that would drive the angular momentum transport. Shakura and
Sunyaev [1973] proposed that turbulence within the disk can provide a viscosity that
exceeds molecular viscosity. The idea is to parametrize the viscosity without specifically
identifying the cause. They noted that the largest turbulent scales are of the same order
as the vertical scale height Hg and that we can use the sound speed cs as the characteristic
velocity of the turbulent motions. The viscosity is thus written as follows:

ν = αcsHg (2.49)

where α is a dimensionless parameter that measures the efficiency of the turbulence
to generate angular momentum transport. It appears to be important to estimate the
necessary value of α to account for the observed evolution of protoplanetary disks. Noting
that cs ' HgΩ, the viscous timescale can be written as,
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τ =
r2

ν
=

(
Hg

r

)−2
1

αΩ
. (2.50)

Assuming a typical timescale of 1 Myr at 50 au for a very thin disk (Hg/r ∼ 0.05)
and star-mass M∗ = 0.5 M� yields α = 0.02. This is fairly of the order of the estimations
derived from observations, which usually set up a value of about 10−2 (see Hartmann etal
1998).

We can find detailed discussions of this procedure in Frank et al. [2002] or Armitage
[2019].

2.3.2 Turbulence

Characterizing turbulence in disks is important as it can account for the transport of
angular momentum faster than molecular viscosity. When we want to characterize tur-
bulent systems, the first thing we want to measure is the relative importance of inertial
and viscous forces. The dimensionless Reynolds number of the flow allows for such im-
portant measurement. Considering a system of size L, a flow of velocity U and a viscosity
ν, the Reynolds number is written as,

Re =
UL

ν
(2.51)

Turbulence arises above typical values of Reynolds number. On the Earth, for instance,
atmospheric flows generate turbulence above Re ≈ 104. Studies show that this is not the
case for Keplerian disk flows which suggests that linear hydrodynamic instabilities alone
cannot account for turbulence in disks. Based on the Rayleigh’s criterion, in a differential
rotating disk, the flow is stable if the following condition is respected:

dl

dr
=

d

dr
(r2Ω) > 0. (2.52)

In a purely Keplerian disk, l ∝ √r. Thus, the flow in disks is always stable.
Many studies [Balbus et al., 1996, Balbus and Hawley, 1998, Lesur and Longaretti,

2005, Rebusco et al., 2009, Edlund and Ji, 2014] investigated non-linear hydrodynamics
instabilies as alternative processes that lead to sufficiently strong turbulences. However,
there is no satisfactory evidence that such instabilities exist in protoplanetary disks. It
turns out that processes at the origin of turbulence are still poorly known to date.

Some authors have suggested that, instead of purely hydrodynamic origins, instabilies
can be effectively generated by the coupling of a weak magnetic field to ionized gas.

2.3.3 Ionization fraction

Protoplanetary disks undergo intense radiations due to the central star or cosmic rays.
These radiations have an impact on the degree of ionization of the gas and, consequently,
on the evolution of the disk. Characterizing the ionization fraction is fundamental to
understand how the coupling of gas to magnetic fields affects the turbulence and generates
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instabilities in disks. Another important reason to quantify the ionization fraction is its
implication to the chemical processes at play within disks.

The most simple way to quantify the ionization fraction is to pose the ratio of the
number density of free electrons ne to the number density of neutrals ntot,

xe =
ne
ntot

. (2.53)

We note that dust grains can also bear charges and hence play a role on processes implying
ionized species. We will first consider the thermodynamic equilibrium process of thermal
ionization, then the non-thermal ionization due to photons or energetic particles. We will
see that, in most cases, disks are roughly neutral.

Thermal ionization Thermal ionization is generally not effective in disks as the neces-
sary temperature to ionize alkali metals is above T ∼ 103 K. Thermal ionization is hence
only important in the innermost regions of the disk (< 1 AU). The ionization fraction
of potassium as a function of the temperature is shown in Figure 2.8. We see that the
ionization fraction at T = 103 K is of the order of x ∼ 10−12, which is very small.

Non-thermal ionization At larger radii, the ionization is non-thermal. It is unnecessary
to consider thermodynamic equilibrium as the ionization is fully driven by high-energy
particles or photons. The sources of ionization are, by order of their penetrating power,
the UV photons, X-rays, cosmic rays, particles produced from radioactive decay within
the disk [Stepinski, 1992] and electric discharges [Muranushi et al., 2012].

The contribution to the ionization fraction is mostly due the first three processes while
the contribution of the other ones is negligible.

The UV flux is the main source of ionization. However, it is rapidly absorbed by
dust grains and cannot efficiently penetrate deeply to the mid-plane. The cosmic rays
can usually penetrate very deep inside the disk and reach the mid-plane. However, the
density of this radiation is lower than the UV radiation. KeV X-rays (with a temperature
kbT of a few keV) originating from the coronae of T Tauri stars are also an important
source photo-ionization and Compton scattering [Preibisch et al., 2005].

We conclude that the expected ionization fraction within is very low. Moreover, the
ionization rates must be balanced against the rate of recombination between ions and
electrons.

2.3.4 Magneto-rotational instability

In the presence of a weak vertical magnetic field, a Keplerian disk is destabilized. This
is what we call the Magnetorotational Instability (MRI), described first by Balbus and
Hawley [1991].

A Magnetohydrodynamic (MHD) flow remains stable if the angular velocity Ω is an
increasing function of the radius r:
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Figure 2.8: [Extracted from Armitage, 2019]

dΩ

dr
< 0. (2.54)

This condition is always fulfilled in Keplerian rotation which places MRI at the center of
modern accretion theories.

Let us consider a disk in Keplerian rotation bathed in a vertical weak magnetic field. If
the field is slightly perturbed radially, the field lines act like springs that link fluid elements
at different radii. Because of the Keplerian rotation, the orbital velocity of the inner
(closer to the star) element is larger than the one of the outer element, creating a toroidal
field line that generates a tension in the magnetic field linking the two fluid elements.
This tension decreases the angular momentum of the inner element and increases the
angular momentum of the outer one, resulting in an instability where the inner element
drifts inward (and the outer element outward).

In order for the gas to be coupled to the magnetic field, it needs to be ionized to a
certain degree. The critical ionization fraction needed to generate turbulence by the MRI
is ne/ntot ∼ 10−12 [see Sano and Stone, 2002]. This critical value appear to be very small
but it is sufficient to couple magnetic fields to the gas. However, There exist regions
within where this critical value is not even obtained.

Dead zone It is assumed that protoplanetary disks have what we call a dead zone near
the mid-plane.

As we have mentioned, the MRI can drive turbulence if the ionization fraction reaches
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Figure 2.9: Illustration of the dead zone in a edge-on disks. Credits: Rebecca, G. Martin

a critical threshold. The gas is not effectively coupled to the magnetic field if the fraction
is below this value.

In the innermost part of the disk, the temperature can reach a critical temperature
Tcrit that is large enough to allow for the gas to be thermally ionized and the MRI to
occur. In the outermost regions of the disk, on the other hand, the column densities
become low enough so that the flux can reach the mid-plane. Between these two critical
radii, there exist a region near the mid-plane where the temperature and column density
are such that the ionization fraction drops below the critical value ne/ntot ∼ 10−12 and
no turbulence arises via MRI. This intermediate region is called a dead zone.

The dead zone has important consequences on the accretion flows. Indeed, material
moving inward from larger radii will accumulate in the dead zone and create local inver-
sion in the pressure radial profile. These inversions will lead to the accumulation of dust
grains and locally enhance the dust-to-gas mass ratio

2.4 Disk dispersion

The timescale of the gas dispersal of a disk sets the timescale limit to form giant gas
planets.

If the disk is purely driven by accretion then the evolution only involves the self-similar
solution as described in Section. 2.2.2.2 for a viscous disk with a viscosity distribution
ν ∝ rγ. In that case, we observe that the decrease of the surface density by a viscous
time ts reaches the value:

∂Σ(r, t)/∂t

Σ(r, t)
=

1

t+ ts
. (2.55)

The disk dispersal is homogeneous and follows a slow evolution from a class II to
a class III T Tauri star. However, most observations have indicated that this gradual
evolution is very unlikely to be the only dissipation process at play in disks and suggest
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that the dispersion is fast (about a few 105 yr). See, for instance, Simon and Prato [1995]
or Wolk and Walter [1996]. We assume that processes other than viscous accretion must
be at the origin of dispersion. The best-developed models accounting of fast dispersal are
based on photoevaporation processes.

2.4.1 Photoevaporation

Photoevaporation is the process of mass loss via thermal winds. X rays and UV radi-
ations emanating from the central star carry enough energy to counterbalance gravity
and disperse disk gas. In particular, Extreme Ultraviolet (EUV) radiations (E > 13.6

eV) ionize the hydrogen atoms and dissociate the H2 molecules in a surface layer of the
disk, raising the temperature up to T ' 104 K. The sound speed of the photoionized gas
is cs ' 10 km.s−1. If this sound speed exceeds the local orbital velocity, the gas can be
dispersed away, otherwise the gas remains bound. Therefore, there is a critical radius rg
outside which the photoevaporation is effective, given by,

rg =
GM∗
c2
s

. (2.56)

For a Solar mass star, rg is at 9 AU. This threshold radius is directly related to the
problem of Compton winds in Active Galactic Nuclei (AGN) studied by Begelman et al.
[1983].

The mass loss due to photoevaporation is proportional to the stellar ionizing flux. For
a flux φ, the integrated mass loss rate due to photoevaporation over the entire disk can
be estimated as [Hollenbach et al., 1994],

Ṁwind ≈ 1.6.10−10

(
φ

1041s−1

)1/2(
M∗
M�

)1/2

M�yr−1. (2.57)

The mass loss due to photoevaporation is negligible during the first few millions of years
when the accretion rate is large. However, when the accretion rate decreases, the contri-
bution of photoevaporation to gas dispersal becomes predominant. As most of the wind
mass loss occurs close to rg, with a radial profile of the mass loss given by Σ̇g ∝ r−5/2,
photoevaporation creates an annulus of low density at r ∼ rg, preventing material flow
from outside rg to reach the inner regions, which over time leads to an empty inner an-
nulus in the disk. Typical values of mass loss rate for CTTSs are Ṁwind ∼ 10−9 to 10−8

M�yr−1.
The combination of photoevaporation and viscous accretion are sufficient to account

for rapid mass dispersal as constrained by observations [Alexander et al., 2014].

2.5 Solid particles in disks

Solid particles (known as dust, dust grains or grains) in typical protoplanetary disks
account for only about 1 % of the total gas mass. Yet, dust grains are responsible for
most of the stellar light extinction, they play a fundamental role in catalyzing chemical
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reactions and they are at the origin of planetary formation processes. Grains are originally
present in the interstellar medium in the form of sub-micro-metric solid particles well-
mixed with the gas.

We discuss here the interaction of an orbiting solid particle with the gas and the
implication on the motion and evolution of the particle within a typical early stage
protoplanetary disks.

2.5.1 Gas-grain interaction

The evolution of a solid particle in a disk is different from that of the gas because the
former is not affected by pressure gradients. For this reason, solid particles, to a good
approximation, orbit at a Keplerian velocity. However, solid particles do interact with the
gas through aerodynamic forces. The evolution is governed by the particle’s stopping time
τs, which is the characteristic time for a hypothetical solid particle initially at a relative
velocity with the gas to reach the local gas velocity. The stopping time is a fundamental
parameter to describe the aerodynamic coupling with the gas. Let us consider a particle
of mass m that is moving with velocity ∆v relative to the local gas. The stopping time
of the particle is written as,

Ts =
m∆v

|Fdrag|
, (2.58)

where Fdrag is the drag force due to the interaction between the particle and the gas with
relative velocity ∆v. It is often preferable to use a dimensionless stopping time Ts(r, z)

defined as the product of the stopping time τs with the Keplerian angular momentum
ΩK(r), which is a way to compare the stopping time to the dynamical time of the disk
at radius r:

τs = TsΩK =
Ts
TK

(2.59)

where TK = 1/ΩK is the characteristic Keplerian time. The dimensionless stopping time
is usually called the Stokes number.

We now want to specify the order of magnitude of the drag force Fdrag, whose value
depends on the size of the particle relative to the mean free path of a gas molecule. Let
us investigate two regimes of drag.

Epstein regime The gas-grain interaction is in the Epstein regime when the size of the
particle a is smaller than the mean free path λ of a molecule in the gas (a < 9λ/4). If
we consider the gas as an ensemble of collisionless particles with a mean speed obtained
from properties of the Maxwell-Boltzmann distribution corresponding to their thermal
motions:

vth =

√
8kBT

πµmH

, (2.60)
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the particle with relative speed ∆v << vth with the gas will experience Epstein drag with
a drag force,

Fdrag = −4π

3
ρga

2vth∆v (2.61)

where ρg is the mass density of the surrounding gas. Thus, this drag force will contribute
to slow down the particle’s velocity in relation to the gas. For a spherical particle of ma-
terial density ρm and noticing that vth is roughly equal to the sound speed cs, substituting
Eq. 2.61 into Eq. 2.58 yields,

Ts =
ρm
ρg

a

vth
. (2.62)

The Epstein regime is relevant for small microscopic particles up to small macroscopic
ones.

Stokes regime Conversely, in the Stokes regime, the size of the solid particle is larger
than the mean free path of the molecules. Thus, the microscopic properties of the gas
are not considered anymore. Instead, the gas is considered as an uniform fluid. The drag
force is directly proportional to the local gas pressure and is written:

Fdrag = −Cdrag
2

πa2ρgvg∆v (2.63)

where Cdrag is a dimensionless factor accounting for the aerodynamics properties of the
grain. See Whipple [1972] for a more detailed description of the Stokes regime.

2.5.2 Vertical settling

We now introduce the consequences of drag force on the vertical profile of dust grains in
protoplanetary disks. Initially, dust grains have inherited the uniform distribution within
the gas from the ISM. Let us consider a dust grain described by cylindrical coordinate
(r, z). The gravitational force exerted by the star can be decomposed into a radial and a
vertical component. As we have seen, a solid particle is in a Keplerian orbit so the radial
component is directly balanced by the centrifugal force. The vertical component of the
stellar gravitational force is,

Fg,z = −mΩ2
Kz. (2.64)

where m is the mass of the grain and z its vertical coordinates. As the particle does
not undergo the vertical pressure gradient, it is accelerated toward the mid-plane propor-
tionaly to Fg,z until its settling velocity reaches the terminal value vset where the vertical
gravitational force is balanced by drag forces. In the Epstein regime, the terminal velocity
is,

vvet =
ρm
ρg

a

vth
Ω2
Kz. (2.65)
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In a typical disk, for a 1 µm grain at 1 Hg, at 1 au from the star of mass ∼ 0.5 M� and
with ρg = 6×10−10 g cm−3 we find vvet ≈ 0.06 cm s−1. The gas-grain coupling can be
very fast for microscopic grains (≈ 1 s). The settling time,

tvet =
z

|vvet|
∼ ρgcs
ρmΩ2

Ka
(2.66)

is about 1.5 × 105 yr, which is shorter than a typical disk lifetime.
If turbulence is negligible, the settling toward the mid-plane would be unlimited and

would result in a ultra-dense layer of solids. In actual disks, turbulence is not negligible
and counteracts the effect of settling by diffusing dust grains on both sides of the plane
so that collisions between grains do not always lead to sticking but can also lead to
destructive processes. If the amount of dust relative to the gas is sufficiently small, then
the dust distribution undergoes diffusive evolution and we can write an advection-diffusion
equation [Dubrulle et al., 1995, Fromang and Papaloizou, 2006],

∂ρd
∂t

= D
∂

∂z

[
ρg
∂

∂z

(
ρd
ρd

)]
+

∂

∂z
(Ω2

KT − sρdz) (2.67)

where ρd and ρg are the mass density of the dust and gas, respectively and D is a constant
diffusion coefficient. Assuming that the stopping time τs is independent of z close to the
mid-plane, we can find steady-state solutions to Eq. 2.67 in the following form:

ρd
ρg

=

(
ρd,0
ρg,0

)
exp

[
− z2

2H2
d

]
(2.68)

where the dust scale height Hd is written as,

Hd =

√
D

Ω2
KTs

. (2.69)

If the constant diffusion coefficient D is approximately equal to the turbulent viscosity
ν, the ratio of the dust scale height to the gas scale height becomes [See Boehler et al.,
2013],

Hd

Hg

≈
√
α

τs
. (2.70)

where α is the viscosity coefficient as defined in Equation 2.49. We call this ratio the
settling factor. It tells us that particles whose α value is sufficiently larger than their
dimensionless stopping time are strongly settled toward the mid-plane. We note, however,
that a reasonable value of α requires a rather large grain size which implies that sub-
micron grains inherited from the ISM remain well coupled to the gas and that effective
settling requires significant grain growth. Following Cuzzi et al. [1993], Youdin and
Lithwick [2007] and Dong et al. [2015] we define another settling factor written as:

Hd

Hg

=
1√

1 + τs
Sc
α

(2.71)
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where Sc is the Schmidt number that we will define later. This settling factor definition is
the one we used to compute our disk models as defined in Section. 4. Figure 2.10 shows
the settling factor as defined in Dong et al. (2015) as a function of the dimensionless
stopping time at 100 au of a typical TTauri disk model compared to the asymptotic
behavior used by Boehler et al. [2013] and the values from the numerical simulations of
Fromang and Nelson [2009]. It also allows to simply discriminate grains that are well-
mixed to the gas (those that have a small stopping time) from those that significantly
settle toward the mid-plane:

τs � 10−3 =⇒ grains well coupled to the gas
τs � 10−3 =⇒ grains well decoupled to the gas

(2.72)
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Figure 2.10: Settling factor as a function of the dimensionless stopping time at 100 au. In green
the model given by Boehler et al. [2013], the red dots show the simulation values of Fromang
and Nelson [2009] and the blue curve is the model we use Dong et al. [2015].
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2.5.3 Radial drift

If we neglect gas friction, a dust particle would orbit at a Keplerian speed vK so that the
gravitational force exerted by the star on the particle is exactly equal to the centrifugal
force due to the rotation. Now, if we consider a fluid element of the gas, the same forces at
at work so that for a volume of gas at the same location as the grain particle the resulting
velocity should be the same. However, as said above, both the gas and temperature have
a smooth radial profile so the pressure decreases radially outward (dP/dr < 0). Thus,
a fluid element of gas is also supported by an additional radial force due to pressure
gradient in the opposite direction of the gravitational force. The effective gravitational
force perceived by a gas element is slightly smaller than the actual gravitational force so
that the centrifugal force needed to counterbalance gravity is smaller. Therefore, the gas
orbits the star in a slightly sub-Keplerian speed,

vg,φ = (1− η)vK . (2.73)

At a same radial distance, because of the difference in speed between the gas and solid,
the latter see a headwind of speed ηvK , which results in a drag force Fdrag exerted on
the solid. A solid particle will therefore loses energy depending on its stopping time and
drift toward the inner region of the disk (see Fig. 2.11). Let us use the azimuthal and
radial equations of motion to deduce the speed of the particle and let be vr and vφ the
radial speed and the azimuthal speed of the particle, respectively. We write:

dvr
dt

=
v2
φ

r
− Ω2

Kr −
1

Ts
(vr − vg,r) (2.74)

⇐⇒ d

dt
(rvφ) = − r

Ts
(vφ − vg,φ). (2.75)

Let us assume that the particle’s motion is almost Keplerian so that the azimuthal Eq. 2.75
can be simplified as follows:

d

dt
(rvφ) ∼ vr

d

dr
(rvK) =

1

2
vrvK . (2.76)

This yields,

(vφ − vg,φ) ' −1

2

TsvrvK
r

. (2.77)

Thus, we can simplify Equation 2.74 by substituting for ΩK using Eq. 2.73. Discarding
the second order and higher, we obtain,

dvr
dt

= −ηv
2
K

r
+

2vK
r

(vφ − vg,φ)− 1

Ts
(vr − vg,r). (2.78)

Neglecting the particle’s radial variation dvr/dt, we substitute the term (vφ − vg,φ) from
Eq. 2.77 into Eq. 2.78 and obtain,
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vr =
(r/vK)T−1

s vg,r − ηvK
(vK/r)Ts + (r/vK)T−1

s

. (2.79)

Finally, expressing Eq. 2.79 in terms of the Stokes number τs yields,

vr =
τ−1
s vg,r − ηvK
τs + τ−1

s

. (2.80)

Figure 2.11: Illustration of the various possible radial motions of a solid particle in a disk as a
function of the stopping times. The radial drift is maximum when τs ∼ 1 and minimum when
τs >> 1 or τs << 1 [From Armitage, 2019].

The speed of the drift depends on the stopping time of the particle and therefore on its
size. Figure 2.11 illustrates the radial motion as a function of the stopping time. Taking
the appropriate limits we can deduce the speed of very small and very large particles.
The radial drift is maximum for τs = 1, which corresponds to a size of about a meter. For
a one-meter size particle initially at 1 au from the star, the accretion timescale is only of
about 100 years [Weidenschilling, 1977].

Turbulence plays an important role on the transport of solid particles. Indeed, tur-
bulence will tend to diffuse dust grains both radially and vertically and equalize the
concentration of the dust in the disk. We want to derive an equation for the evolution of
dust concentration. To do so, we write the concentration of the dust relative to the gas
as,
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f =
Σd

Σg

� 1. (2.81)

where Σd and Σg are the surface density of the dust and gas, respectively. The concen-
tration f is generally of the order of 0.01 in disks. Assuming the total mass of the dust
is conserved, we can write,

∂Σd

∂t
+∇ · Fd = 0. (2.82)

where Fd is the flux of the dust. If we consider only small grains, the dynamics is
dominated by advective and diffusive forces. In this case, it results from the continuity
equation (Eq. 2.82) the following flux:

Fd = Σdv −DΣg∇
(

Σd

Σg

)
(2.83)

where v is the average speed of the gas and D is the turbulent diffusion coefficient.
Moreover, if we also consider the conservation of the gas, we can write in polar cylindrical
coordinates the following equation:

∂f

∂t
=

1

rΣg

∂

∂r

(
DrΣg

∂f

∂r

)
− vr

∂f

∂r
. (2.84)

where the first term of the right-hand side of the equation is the diffusive component and
the second term is the advective component due to the radial flow of the gas.
The relative importance between the processes can be defined by Schmidt number Sc as
the ratio of the turbulent viscosity coefficient ν to the turbulent diffusion coefficient D:

Sc =
ν

D
(2.85)

To generalize Eq. 2.84 to larger grains that are not well-coupled to the gas, it is necessary
to add an additional flux that accounts for the radial drift speed.

The inward velocity of the gas can be expressed in relation with the viscosity:

vr = −3ν

2r
. (2.86)
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3.1 Introduction

In this chapter, we first introduce basic theoretical elements necessary to understand the
physics and chemistry computed by the gas-grain code NAUTILUS that we used during
this thesis and to understand the results presented in Chapter. 6. Secondly, we present
NAUTILUS and its multi-grain version in Section. 3.4. Then, we explain how we used
the code for disk modelling.

3.2 Gas-phase chemistry

Calculating the rate of a reaction is fundamental to characterize chemical evolution of
astrophysical environments. In the gas-phase, the rates are temperature-dependent and
this dependence is directly related to the molecular species at play in the reaction. In
1889, Svante Arrhenius experimentally related the rate constant kij of a reaction between
a species i and a species j to the gas temperature Tg via the Arrhenius equation:

kij = αij exp

(−EA,ij
kbTg

)
(3.1)

where kb is the Boltzmann’s constant, αij is the pre-exponential factor and EA,ij is the
activation energy of the reaction. The activation energy is defined as the minimum energy
that has to be provided to the system for the reaction to occur. Only interactions with
a kinetic energy greater than the potential barrier are effective and allow to overcome
the activation barrier. It is however rather common to use a modified version of the
Arrhenius equation to cover a larger domain of temperature, in particular for very low
temperatures. This modified equation is of the form:

kij = αij

(
Tg
T0

)β
exp

(−EA,ij
kbTg

)
(3.2)

T0 is a reference temperature and β is a value ranging between -1 and 1. When β = 0,
the modified version becomes the classical Arrhenius equation.

A chemical reaction can be of two different types depending on the energy transfer
during the process. If the system absorbs energy from its environment, the enthalpy
variation is positive (∆H > 0), the reaction is said endothermic. On the other hand, if
the system releases energy to the environment, the enthalpy variation is negative (∆H
< 0). We note here that endothermic reactions are less likely to occur in the context
of protoplanetary disks due to the low energy that the disk environment can provide
(especially in the cold mid-plane). However, this kind of reactions can more easily occur
with the presence of a third body i.e. called a catalyst. In the ISM and disk media, dust
grains can act as catalyst and, as we will see, surface reactions will enhance the chemical
richness.
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3.2.1 Ionization and dissociation

For gas-phase reactions of dissociation and ionization, several mechanisms are at play.
Either the gas-phase molecules directly interact with cosmic-rays, X-rays and UV photons,
or the molecules interact with the UV photon induced by cosmic-rays. In NAUTILUS,
the ionization or dissociation rates induced by cosmic-rays are computed with:

kdiss(i) = αiζH2

1

(1− ω)

n(H2)

n(H) + 2n(H2)
(3.3)

where ζH2 is the ionization rate induced by direct cosmic-rays and ω is the albedo of a
grain.

The ionization or dissociation rates by UV photon from ISRF or induced by cosmic-
rays are defined as:

kdiss(i) = αiχ exp(−βiAv) (3.4)

where χ is the scaling factor characterizing the impinging intensity of the UV radiation,
Av is the visual extinction and the term exp(−βiAv) characterizes the attenuation by
dust grains of the radiation field.

In Chapter. 5, we will show another method to define the photodissociation and pho-
toionization rate as a function of the UV flux wavelength and why using this method
matters for chemistry.

3.3 Surface Processes

3.3.1 Adsorption

To characterize the probability that an adsorbed species remains at the grain surface after
a collision, we define a sticking coefficient S(X). The sticking coefficient is determined by
how well the collision event can dissipate the kinetic energy. It is a function of the surface
temperature, surface coverage, structural details of the surface, of the kinetic energy and
mass ratio between the species and the substrate. In low temperature regimes (of gas
and surfaces), the sticking coefficient is usually close to 1 and its value decreases with
higher gas and surface temperatures.

The accretion rate of a species X can therefore be defined as the collision rate times
the sticking coefficient [Cuppen et al., 2017]:

facc(X) = S(X)vXnd(ai)a
2
ing(X) (3.5)

where nd(ai) is the grain number density of size ai, ng(X) is the gas-phase number density
of species X and vX is the average gas-phase thermal velocity,

vX =

√
8kBTg
πmX

(3.6)

with kB the Boltzmann constant, mX the mass of the species X.
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The collision can lead to two different types of bonding depending on the potential
interaction Epot between the gas-phase species and the surface. The species can either be
physically or chemically adsorbed.

Physical adsorption (physisorption) When a species is adsorbed to the surface with-
out involving any chemical bonding and perturbation of the electronic structure, the
species is said to be physically adsorbed (physisorbed). In this case, the interaction is
governed by weak intermolecular forces only and is effective at a long-range distance. The
most frequently used potential interaction describing physisorption is the Lennard-Jones
expression, which is a combination of an attractive and a repulsive force:

Epot(r) = Ds

[
−
(
σ

r

)6

+

(
σ

r

)−12]
(3.7)

where r is the distance to the surface, Ds is the strength of the potential and σ is its
range. The first term of the right-hand side of Eq. 3.7 is due to Van Der Waals forces
and London dispersives forces. The electronic dipoles induced by the interaction leads
to an attractive potential proportional to r−6. The second term of the right-hand side
of the equation, which was characterized empirically, represents repulsive forces. These
forces originate from Pauli-repulsion when the distance r is sufficiently small that the
overlap of charge distribution of the species and the surface is not negligible and balance
the attractive forces. These forces increases by an r−12. The typical binding energy of
physisorption is of 10-400 meV.

Chemical adsorption (chemisorption) Chemisorption involves valence forces between
the surface and the species and new chemical bonds are created during the interaction.
The interaction describing chemisorption is the Morse potential:

Epot(r) = Ds

[
1− e−α(r−re)

]
(3.8)

where α is the range of the potential and re is the equilibrium distance. The typical
binding energy of chemisorption is of 1-10 eV. We note that chemisorption can only
occur when the grain surface contains chemically active sites, the involved species is not
saturated (i.e. H2, O2) and is able to overcome any activation barrier.

3.3.2 Desorption

Once accommodated on the surface, the species can either stay indefinitely or acquire
sufficient energy to overcome the activation barrier necessary for desorption. Desorption
designates the release of an adsorbed species back to the gas-phase. The energy acquired
can originate from various processes resulting in two types of desorption: thermal and
non-thermal. The main difference between these two types is the thermodynamic state.
In the first case, the system remains thermally and chemically at equilibrium while in
the second case the system undergoes discontinued flux of energy or matter from the
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surrounding. Unlike the adsorption processes, the desorption is always activated with a
minimum activation energy equal to the energy of adsorption.

3.3.2.1 Thermal desorption

The thermal desorption rate depends on the binding energy of the species to the surface
Ebind(X). It also depends on the vibrational frequency v(X) as an adsorbed species which
acquired the activation energy will desorb within the period of one vibration perpendicular
to the surface [Tielens and Allamandola, 1987]. Hence, the desorption rate is,

kdes,th(X) = v(X) exp

(
− Ebind(X)

kBTd

)
(3.9)

where Td is the surface temperature. The characteristic vibrational frequency of the
adsorbed species on the surface is defined as,

v(X) =

√
2Ebind(X)

π2d2mX

(3.10)

d is the characteristic width of the potential well taken as d = 1 Å.

3.3.2.2 Non-thermal desorption

When the adsorbed species is released in the gas-phase when the system is not at the
thermodynamic equilibrium, the desorption is non-thermal. There are different types of
non-thermal desorptions.

Desorption via cosmic-rays (sputtering) The adsorbed species can be ejected from the
surface due to bombardement of the grains by energetic particles (ions, electrons, protons)
[Leger et al., 1985]. Indeed, a cosmic-ray induces a temporary heating of the surface which
causes the desorption of the adsorbed species to the gas-phase. The desorption rate due to
the interaction with a cosmic-ray is determined by the amount of time the grain spends at
the temperature due to the collision times the thermal desorption rate at this temperature
[Hasegawa and Herbst, 1993]. Leger et al. [1985] shows that a cosmic-ray can heat the
grain above 70 K. Therefore, following [Hasegawa and Herbst, 1993], the desorption rate
due to cosmic-rays is defined as,

kdes,cr(X) = f(Td = 70K)kdes,th(X,Td = 70K). (3.11)

Photodesorption rate Similarly to desorption via cosmic-rays, the absorption of a UV
photon by a molecule bound to the surface can lead to its desorption or to the desorption
of a nearby surface molecule [see Bertin et al., 2013, Fillion et al., 2014].

Active/chemical desorption Chemical desorption, also referred to as reactive desorp-
tion, is a desorption process due to the energy excess of an exothermic reaction that is
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not sufficiently dissipated on the surface. The energy released by the reaction causes
the ejection of the newly formed product in the gas-phase. As for thermal desorption,
the chemical energy released must overcome the binding energy to desorb the product.
Let us see in what way theory and experimental chemistry predict processes of chemical
desorption, in particular in the context of astrophysics.

Thermal desorption and photodesorption cannot account alone for the observed abun-
dances of gas-phase species, in particular in dark molecular clouds. This is why Garrod
et al. [2006] suggested that chemical desorption could explain the observed abundance of
certain molecules such as methanol in dark clouds. They proposed a model based on the
Rice-Ramsperger-Kessel (RRK) theory which relates the released excess energy and the
binding energy to a desorption probability.

Following this study, Garrod et al. [2007] proposed a prescription to treat this mecha-
nism in a multi-layer regime, which is now used by most astrochemical models. Following
this prescription, the fraction f of reactions leading to chemical desorption is driven by
the competition between the desorption rate of the species and the dissipation of energy
rate by the grain. It is written as follows:

CD =
v(X)Ξ

vd + v(X)Ξ
=

aΞ

1 + aΞ
(3.12)

where the efficiency parameter a = v(X)/vd is the ratio of the characteristic vibrational
frequency of the newly formed species X to the rate at which the energy is dissipated by
the grain surface. It is used to determine the efficiency of the process and has usually a
value between 0.01 and 0.1. Ξ is the desorption probability as defined in the RRK theory
and is given by,

Ξ =

[
1− Ebind

Eexo

]s−1

(3.13)

with Eexo the exothermicity of the reaction and s the number of vibrational modes in the
species/surface-bond system. The number s equals 2 for diatomic species. For all others
s = 3N − 5, where N is the number of atoms in the molecule.

We note, however, that multiple experimental results [Minissale and Dulieu, 2014,
Minissale et al., 2016] show that the efficiency of the chemical desorption process is very
related to the type of surface and to the mantle’s thickness. Minissale et al. [2016] pro-
posed a new formalism to better determine the fraction of species chemically desorbed as
a function of the substrates, such as graphite and amorphous silicate. They derived from
a set of 10 experiments an analytical formula which estimates the chemical desorption
efficiency as a function of the type of substrates. The efficiency of the desorption process
depends on several assumptions and parameters. They assumed the equipartition of the
energy of the newly formed species to reproduce what they experimentally observed, so
that the total energy ∆HR is distributed to all degrees of freedom Nfree = 3×Natoms. We
note that only the kinetic energy perpendicular to the surface allows the species to des-
orb, providing that this energy is more important than the binding energy Ebind. As the
initial translation motion is negligible, the species just have to bounce perpendicularly to
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the surface and desorb. Assuming the collision is elastic, the kinetic energy perpendicular
to the surface delivered to the species is a fraction ε∆HR/N of the total chemical energy,
where ε is the fraction of kinetic energy kept by the product.

We can now write the probability that the chemical energy delivered to the product
is higher than the binding energy as,

CD = exp

(
− Ebind
εHR/Nfree

)
. (3.14)

This analytical prescription is in good agreement with the experimental results.
This formalism, although available in the gas-grain code NAUTILUS, was not consid-

ered during this thesis and only the prescription of Garrod et al. [2007] was used.

3.3.3 Migration

When an atom is physisorbed on the surface, it is located in a potential minimum that
prevents it from freely diffusing along the surface. However, surface diffusion of the
species on the surface or into the bulk of the underlying solid can eventually occur via
different mechanisms. The two main mechanisms are thermal migration and tunnelling.

3.3.3.1 Thermal migration

Thermal migration or thermal hopping occurs when the atom can thermally overcome
the barrier separating its adsorption site from a neighboring site. The atom thus migrates
through successive jumps between adjacent sites. The thermal migration rate is given by,

k
(thermal)
migr (T ) = ν0e

− Ediff
kBTd . (3.15)

where ν0 is the characteristic frequency of the oscillations of the atom inside the well
and Ediff = kBTdiff is the energy required to overcome the barrier to allow the atom to
diffuse between physorption neighboring sites. Thermal diffusion is dependent on the
temperature. The higher the temperature, the larger the thermal diffusion rates. If the
temperature becomes too high, the atom can be thermally desorbed instead. We note
that chemisorbed atoms cannot thermally diffuse.

3.3.3.2 Tunnelling

Sometimes, the surface temperature is not high enough to allow the atom to have sufficient
energy and overcome the barrier, but the diffusion can still occur via quantum tunnelling.
Similarly to Eq. 3.15, the migration rate via tunnelling through a rectangular barrier with
height Ediff is given by,

k
(tunnel)
migr (T ) = ν0 exp

(2a

~
(2mEdiff)1/2

)
(3.16)

where a ' 1 Å is the width of the barrier and m is the mass of the adsorbate. Tunnelling
is the dominant process of diffusion when the temperature is low (T / 15, depending on
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the species involved), as it is the case in disks.
The total migration rate can thus be written as,

kmigr(T ) = k
(thermal)
migr (T ) + k

(tunnel)
migr (T ). (3.17)

3.3.4 Surface chemistry

The interaction between adsorbed species and the surface is not limited to migration,
chemical reactions at interfaces can also occur. Moreover, the presence of an interface
acts as a catalyst which can greatly increases chemical reaction rates. This is particularly
important in the context of astrophysics where dust grains play a major role in the
formation and destruction of interstellar molecular hydrogen (we investigate molecular
hydrogen in Section. 3.5). Figure 3.1 illustrates the main surface processes and reactions
that species can undergo at the interface.

Langmuir-Hinshelwood mechanism The Langmuir-Hinshelwood (LH) mechanism de-
scribes surface reactions between two already adsorbed reactants if at least one of the
reactant can diffuse on the surface. The LH mechanism is a thermal process as both re-
actants are thermalized to the surface temperature. This mechanism can be decomposed
into this following three steps:

1. Adsorption of two reactants to the surface,

2. One or both reactants migrate,

3. When the reactants meet on an adsorption site, a chemical reaction is possible.

For an adsorbed species i and another j, the reaction rate is defined as Ruaud et al.
[2016],

kij = κij

(
1

thop(i)
+

1

thop(j)

)
1

Nsitend
(3.18)

where κij is the efficiency coefficient of the reaction on the same adsorption site, Nsite is
the total number of sites on a grain’s surface and nd is the dust number density. If the
reaction is barrier-less, then the reaction occur with a probability of unity when the two
reactants are in the same potential well and κij = 1. If the reaction has a barrier, then
κij is defined as the result of the competition between the probability that one of the
reactant overcomes the activation barrier and the probability that one of them leaves the
adsorption site before the reaction to occur. κij is then written as [Garrod and Pauly,
2011],

κij =
νijκ

∗
ij

νijκ∗ij + khop(i) + kevap(i) + khop(j) + kevap(j)
(3.19)

where κ∗ij = exp(−EA,ij/Td) or κ∗ij = exp[−2(a/~)(2µEA,ij)
1/2] whether we consider the

barrier crossing via thermal processes or tunnelling, respectively. νij is the largest value
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Figure 3.1: Illustration of the main surface processes. From Wakelam et al. [2017].
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of the characteristic frequencies of the reactants i and j. In the latter, µ is the reduced
mass of the system:

µ =
m(i)m(j)

m(i) +m(j)
. (3.20)

Eley-Rideal (ER) mechanism In this case, only one of the reactants is adsorbed and the
other reactant is coming directly from the gas-phase. The mechanism can be decomposed
into the following steps:

1. Adsorption of one reactant to the surface,

2. Collision of the other reactant with the adsorbed one,

3. Chemical reaction between the two reactants.

We note that this mechanism can only occur at the surface (not in the mantle) where
the adsorbed species can directly interact with the gas-phase species. The reaction rate
of this mechanism is written as,

kij =
kacc(i)

ns,tot
. (3.21)

where ns,tot is the total number of species at the surface.

Hot atom mechanism Sometimes, a species is not directly chemisorbed or physisorbed
upon the first impact when the energy is not efficiently dissipated. Therefore, the newly
adsorbed species is not in thermal equilibrium with the surface and it is able to diffuse
on the surface and react with already nearby adsorbed species (i.e. a few Angstroms
away from the impact site). This process is called Hot Atom (HA) mechanism or Harris-
Kasemo [Harris and Kasemo, 1981] mechanism.

3.4 Gas-grain chemistry with the code NAUTILUS

As we have seen, the extreme physical environments usually found in space make labo-
ratory experimentations hard to perform and in-situ experiments impossible. A quan-
titative study of astrochemistry requires the use of models. The following provides a
description of time-dependent chemistry modelling where the gas-phase and solid-phase
chemistry are coupled. In particular, we describe the gas-grain code NAUTILUS, exten-
sively used to study the chemistry in various environments. NAUTILUS computes the
chemical abundances as a function of time by solving a system of coupled differential
equations and embeds all physical and chemical processes described in the previous sec-
tion. The code is based on the development by Hasegawa et al. [1992] and on various
successive improvements [Ruaud et al., 2016, Iqbal and Wakelam, 2018].

It is useful to introduce some basics of kinetics chemistry as well as the approach used
by NAUTILUS to solve coupled systems. Then, we will present the multi-layer based
model and the multi-grain version of the NAUTILUS code that we used for the thesis.
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3.4.1 Chemical kinetics

Let us consider a gas-phase chemical reactions between two reactants X1 and X2 that
leads to the formation of two products X3 and X4:

X1 +X2 → X3 +X4. (3.22)

The rate v of the reaction is,

v = −d[X1]

dt
= −d[X2]

dt
=

d[X3]

dt
=

d[X4]

dt
(3.23)

where [Xi] is the concentration of the species Xi. If the reactants form the products in a
single reaction step, the reaction is said to be elementary. The rate of such reaction only
depends on the reactant concentrations and can then be written as,

v = k12[X1][X2] (3.24)

where k12 is the rate constant of the reaction. If the rate constant is small (large), the
reaction is likely to occur slowly (quickly). In the gas-phase, the value of the rate constant
is usually defined by the Arrhenius equation (Eq. 3.1). The evolution of the concentration
[Xi] as a function of time is characterized by the balance between all processes which
form and destroy the species. The evolution is then described by a first-order ordinary
differential equation:

d[Xi]

dt
= Formation−Destruction. (3.25)

For a system consisting of N species Xi (i = 1, ..., N), the problem is described by a
non-linear system of N ordinary differential equations coupled to M chemical reactions.
The system has the following form:

d[X1]

dt
= f1(X1, ..., XN)

d[X2]

dt
= f2(X1, ..., XN)

...

d[XN ]

dt
= fN(X1, ..., XN).

(3.26)

Solving the system gives the concentration of each species as a function of time. How-
ever, the analytical solution of these N coupled differential equations is usually nearly
impossible to find due to the non-linearity of the system and numerical methods are
necessary.

Various numerical approaches have been developed to solve this kind of system. The
most popular tool are numerical models based on the rate-equation method [D’Hendecourt
et al., 1985, Hasegawa et al., 1992, Caselli et al., 1998], but we also note the existence of
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the master equation and the macroscopic and microscopic Monte-Carlo methods. In the
following, we only describe the rate-equation approach as it the one used by NAUTILUS
and by most gas-grain astrochemical models. We leave it to the reader to investigate the
other approaches; See for instance Biham et al. [2001] and Stantcheva et al. [2002] for a
description of the master equation approach, Tielens and Hagen [1982], Vasyunin et al.
[2009], Cuppen et al. [2009] for the Monte-Carlo methods.

3.4.2 The rate-equation approach

NAUTILUS is based on the rate-equation approach to describe and compute chemical
kinetics. In this approach, the stiff ordinary differential equations introduced in sub-
section 3.4.1 are numerically solved using a multi-step integrator (e.g. Runge-Kutta or
Adams integrators). The rate-equations perform well to describe a deterministic and
continued evolution of a homogeneous many-body system. However, the approach per-
forms rather poorly when statistical fluctuations arise such as on grain surfaces or when
the number of species is small. Properly describing the evolution under such conditions
requires more realistic stochastic techniques. The major advantage of the rate equations
is their stability and their relative low CPU-consumption, even for very large chemical
networks involving thousands of molecules. This explains why the rate equations remain
intensively used for chemical kinetics simulations.

3.4.3 Three-phase model

We have seen that dust grains play a key role in the chemical evolution at low temperature
and in the increase of molecular complexity. It is well established that grain cores build icy
mantles by accreting gas-phase species that react at the surface thereafter. It is therefore
crucial to build elaborate models of the formation and the evolution of icy species if we
want to properly investigate the chemistry of astrophysical objects, in particular disks.
The latest version of the NAUTILUS code is based on the three-phase model developed by
Ruaud et al. [2016]. We present in the following the equations of the model as described
in Ruaud et al. [2016]. Figure 3.2 provides an illustration of a grain described by a three-
phase model with the associated processes. One can distinguish the grain core (grey),
chemically inactive, the icy mantle (light blue) as well as the icy surface (dark blue) which
can interact with the gas-phase species.

Description of the model The evolution as a function of time of the gas-phase, sur-
face and mantle density of a species i, denoted as n(i), ns(i) and nm(i) respectively, is
determined by the following first-order differential equations:
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Figure 3.2: Illustration of the three phase model and surface reactions.

dn(i)

dt

∣∣∣∣
tot

=
∑

l

∑

j

kljn(l)n(j) + kdiss(j)n(j) + kdes(i)ns(i)− kacc(i)n(i)

− kdiss(i)n(i)− n(i)
∑

l

kijn(j),
(3.27)

dns(i)

dt

∣∣∣∣
tot

=
∑

l

∑

j

ksljns(l)ns(j) + ksdiss(j)ns(j) + kacc(i)n(i) + kmswap(i)nm(i)

+
dnm(i)

dt

∣∣∣∣
m→s

− ns(i)
∑

j

ksijns(j)− kdes(i)ns(i)− ksdiss(i)ns(i)

− ksswap(i)ns(i)−
dns(i)

dt

∣∣∣∣
s→m

,

(3.28)

dnm(i)

dt

∣∣∣∣
tot

=
∑

l

∑

j

kmlj nm(l)nm(j) + kmdiss(j)nm(j) + kmswap(i)ns(i)

+
dns(i)

dt

∣∣∣∣
s→m

− nm(i)
∑

j

kmijnm(j)− kmdiss(i)nm(i)

− kmswap(i)nm(i)− dnm(i)

dt

∣∣∣∣
m→s

.

(3.29)

The model stipulates that a gas-phase species can be accreted to the surface while a
species at the surface can either be desorbed or swapped into the mantle. A mantle
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species, on the other hand, can only interact with species at the surface. kij, ksij and
kmij [cm3s−1] are the reaction rates for the reaction of a species i with a species j in
the gas-phase, at the surface and in the mantle, respectively. kacc and kdes [s−1] are the
accretion and desorption rate at the surface, respectively. kdiss represents the dissociation
rate by UV photons, cosmic-rays and UV photons induced by cosmic-rays. ksswap and
kmswap [s−1] are the surface-mantle and mantle-surface swapping rates, respectively. The
transfer rates of a surface species i from the surface to the mantle or from the mantle to
the surface are characterized by the terms dns(i)/dt|s→m and dnm(i)/dt|m→s, defined as
follows:

dns(i)

dt

∣∣∣∣
s→m

= αgain
ns(i)

ns,tot

dns,gain

dt
, (3.30)

and

dnm(i)

dt

∣∣∣∣
m→s

= αloss
nm(i)

nm,tot

dns,loss

dt
. (3.31)

dns,gain/dt and dns,loss/dt are the global rates of gain and loss at the surface, respectively,
and are written as,

dns,gain

dt
=
∑

i

[∑

l

∑

j

ksljns(l)ns(j) + ksdiss(j)ns(j) + kacc(i)n(i)

]
, (3.32)

dns,loss

dt
=
∑

i

[
ns(i)

∑

j

ksijns(j) + kdes(i)ns(i) + ksdiss(i)ns(i)

]
. (3.33)

We see that the sum of dns,gain/dt and dns,loss/dt represents the total rate of change at
the grain surface,

dns

dt
=

dns,gain

dt
+

dns,loss

dt
. (3.34)

We note that dns/dt > 0 when the accretion from gas-phase species is dominant and
dns/dt < 0 when desorption is dominant.

The number of species i at the surface is given by Ns(i) = ns(i)/nd where ns(i) is the
surface number density of species i and nd [cm−3] is the grain number density. We define
αgain and αloss as in Garrod and Pauly [2011],

αgain =

∑
iNs(i)

βNsite

(3.35)

and

αloss =





∑
iNm(i)∑
iNs(i)

, if
∑

iNm(i) <
∑

iNs(i)

1, otherwise

(3.36)

where Nsite is the total number of sites on the grain surface and where β sets the number
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of active surface monolayers. Following Fayolle et al. [2011], we assume that β = 2 in
order to take into account the non-uniformity of the surface.

The two terms dns(i)/dt|s→m and dnm(i)/dt|m→s do not express actual swapping
between the surface and the mantle. Indeed, they are related to the total net variation of
surface density [Hasegawa and Herbst, 1993, Garrod and Pauly, 2011]. The swapping is
actually determined by the terms ksswap and kmswap. These terms account for the fact that
a species lying at the interface between the two phases can switch position with a species
of the other phase.

The surface-mantle swapping is a pair-wise process, which means that the swapping
rate of all species do not produce any collective net transfer between the mantle and the
surface. The model described herein satisfies this requirement by computing the swapping
rates from mantle to surface following Garrod [2013],

kmswap(i) =





1
tmhop(i)

[s−1] if Nlay,m < 1

1
tmhop(i)Nlay,m

[s−1] if Nlay,m > 1

(3.37)

where Nlay,m =
∑

iNm(i)/Nsite is the number of monolayers constituting the mantle and
tmhop(i) = v−1(i) exp(Em

diff(i)/Td) represents the time required for the considered species
to migrate from one site to an adjacent one via thermal hopping. The surface to mantle
rates are then calculated to match the mantle to surface rates,

ksswap(i) =

∑
j k

m
swap(j)nm(j)

ns,tot

[s−1]. (3.38)

3.4.4 NAUTILUS Multi Grain Code (NMGC)

As a simplification, most models usually consider a single grain size with a typical value
of 0.1 µm representative of the observed interstellar grains. This assumption has the
advantage of simplifying the implementation of the rate equations and speeding up the
computation but this results in all grains having the same physical properties and thus
the same chemical properties [Wakelam and Herbst, 2008, Wakelam et al., 2010].

Several authors have already studied the effect of multiple grain sizes but this has
usually implied to make concessions on the consistency of the model so far. For instance,
Acharyya et al. [2011] computed five different grain sizes in their models but the grain
temperature was the same for all grains. The fact that the grains have a single tempera-
ture involves that surface chemistry is only dependent on the effective total surface area
of the grains only, which can easily be mimicked by a single-grain model with an properly
chosen number density of grains, questioning the benefit of multiple grain size models.
Following this work, Pauly and Garrod [2016] and Ge et al. [2016] also developed mod-
els consisting of different grain sizes. However, they used a small number of grain sizes
and did not consider the size-dependency on the effect of cosmic-ray induced desorption,
which can be misleading as regards the chemical evolution. Indeed, big grains are nearly
unaffected by cosmic-ray induced desorption while small ones can undergo strong des-
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orption processes. Basically, one cannot build a model consisting of multiple sizes while
neglecting most size-dependent parameters, especially when applied to chemistry.

In the original version of NAUTILUS, grains could only have a single size with a
silicate composition [Hasegawa et al., 1992]. A more sophisticated version of NAUTILUS
has been developed by Iqbal and Wakelam [2018], called the NMGC. This multi-grain
version provides the user a full multi-grain network to obtain a more realistic description.
The number of different grain sizes is to be suited to the need of the user with the
knowledge that increasing the number of grains increases the computation time. The total
grain surface available for accretion directly depends on the number density of grains and
the total effective surface area depends on the choice of size sampling (number of bins)
as well as the size distribution. In the NMGC, grains cannot collide and never interact
or exchange mass or energy with each other. The only mass exchange is achieved via
desorption and accretion of species. However, in the rate equation methods, only species
located on grains of same size can interact with each other (as in single-grain models). To
counteract this problem, Iqbal and Wakelam [2018] have duplicated the chemical networks
on the surface of grains for different size bins by adding a specific number as prefix to each
grain species. The NMGC has also been modified to enable computation of cosmic-ray
induced desorption as well as cosmic-ray-peak-temperatures as a function of the grain
radius. To date, two grain size distributions have been implemented in the NMGC.
The first one is the MRN distribution from Mathis et al. [1977] and the second one the
WD model from Weingartner and Draine [2001]. However, these models represent typical
interstellar distributions. As presented in Chapter. 4, we used a slightly different grain size
distribution in order to account for grain growth typically found in early protoplanetary
disks. Figure. 3.3 is an illustration of the vertical dust grain distributions in the case
of disks allowed by the single-grain version of NAUTILUS (left) in comparison with a
distribution allowed by the NMGC (right).

One of the most important size-dependent parameter in regards to modelling chemical
evolution is the grain temperature. A key element of the NMGC is that it can also use a
full size-dependent temperature. The novelty brought by this present work is to use this
functionality of the NMGC to build models consisting of several grain populations and
corresponding number density, which we coupled, as we will see in the next chapter, to
radiative transfer codes in order to have precise and consistent values of grain temper-
atures as a function of the grain size and, therefore, to perform more realistic chemical
simulations. The model is described in Chapter. 4 and the coupling method in Chapter. 5

3.5 Stochastic formation rate of molecular hydrogen

3.5.1 Introduction

Molecular hydrogen H2 is, by a few orders of magnitude, the most abundant molecule
and probably account for most of the baryonic matter in the Universe [Dalgarno, 2000,
Wakelam et al., 2017]. It is mostly found in its neutral form in dense regions where the
self-shielding is large, which corresponds to Av ' 0.01 − 0.1 mag [Habart et al., 2005].
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Figure 3.3: NAUTILUS using a single grain size (left-hand side) vs. the new NMGC (right-hand
side). a) single grain size uniformly distributed, b) single grain size non-uniformly distributed, c)
pseudo dust layering with a total conservation of mass, d) multiple grain sizes with independent
distributions.
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Molecular hydrogen plays a major role for our understanding of astrophysical environ-
ments. In Photon-Dominated Region (PDR)s regions, the emission of H2 is a tracer of
the physical conditions of the cloud surface [Hollenbach and Tielens, 1999]. It is also a
major contributor to the cooling of the interstellar gas. In particular, H2 regulates star
formation process and the evolution of galaxies. Furthermore, H2 controls and initiates
the development of chemistry, which makes it a crucial element in understanding the
chemical evolution.

3.5.2 Problematic of the H2 formation rate in PDR regions

Nearly all molecular hydrogen molecules (H2) form on grain surfaces. The NAUTILUS
code initially implemented the H2 formation rates using the Langmuir-Hinshelwood (LH)
mechanism on grain surfaces under equilibrium temperature. The LH mechanism hap-
pens to be effective only over a relatively narrow temperature range (5-15 K) on flat
surfaces [Katz et al., 1999, Vidali et al., 2004, 2005, Bron et al., 2014a]. This typical tem-
perature range is commonly found throughout the Universe but small grains undergoing
UV radiations can get warmer in unshielded regions. Such regions exist in protoplanetary
disks, where the stellar UV field illuminates the small grains in the disk upper layer. The
H2 formation mechanism becomes inefficient. The lack of H2 formation leaves a large
fraction of atomic Hydrogen that can severely affect the chemical balance in the disk
surface and deeper.

The problem we faced was to find a more realistic H2 formation rates that accounts for
a better computation of the gas-phase H2 column densities in the upper layers of our disk
models and to implement it in NAUTILUS. Several studies proposed more sophisticated
mechanisms that theoretically produce comparable H2 column densities to those derived
by observations [e.g. Duley, 1996, Cazaux and Tielens, 2004, Cuppen and Herbst, 2005,
Iqbal et al., 2012, 2014, Thi et al., 2020]. In this section we introduce the context,
the problem and describe the prescription we chose and the method used to properly
implement the new H2 formation rates in the multi-grain version of NAUTILUS.

3.5.3 H2 formation

Although there are multiple routes to the formation of H2, formation rates in the gas-phase
cannot produce enough quantities to account for the presence of H2 given its destruction
rates via UV photons, cosmic-rays, shocks and chemical reactions [Gould and Salpeter,
1963, Jura, 1974, Katz et al., 1999, Vidali et al., 2005]. It is recognized that dust grains
act as catalysts in the formation of molecular hydrogen. Indeed, the formation of H2

is a strongly exothermic reaction and the grain surface allows the nascent molecule to
quickly release the 4.5 eV of excess energy due to the formation [Katz et al., 1999] in a
time comparable to the vibration period of the vibrationally excited state of the newly
formed molecule. The product molecule is released to the gas-phase immediately after
the two hydrogen atoms get closer than ∼ twice the equilibrium internuclear distance of
H2 i.e. 0.7 Å.
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The problem of the formation can simply be formulated as follows. A gas-phase hy-
drogen atom initially interacts with the grain surface with a probability ξ to be adsorbed.
The adsorbed H atom spends an average time tH , called residence time, before leaving
the surface. If during the residence time th the H atom meets another H atom on the
surface, they react and form an H2 molecule with a certain probability. Therefore, the
formation rate of H2 on surfaces depends on the factors that influence the residence time
and the diffusion of the H atoms.

The two main mechanisms leading to H2 formation on the surface are the
physisorption-based LH mechanism and the chemisorption-based Eley-Rideal (ER) mech-
anism1. Figure. 3.4 summarizes the two formation mechanisms.

3.5.3.1 Rate equation approach

The LH reaction occurs when two physisorbed atoms meet on the surface (subsec-
tion 3.3.4). The simplest method to solve this problem is based on laboratory data
and is called the rate equation approach. In this approach, we calculate the following
differential equation,

dn

dt
= Rads −Rdes −R(ER)

form −R
(LH)
form (3.39)

where n is the number of physisorbed atoms on the surface and assumed to be a continuous
variable dependent on the adsorption rate Rads, the desorption rate Rdes, the formation
rate via the ER mechanism R

(ER)
form and the formation rate via the LH mechanism R

(LH)
form

[see Bron et al., 2014b, for a detailed description of the rates].
Then, solving Eq. 3.39 with the surface temperature assumed to be constant yields an
equilibrium population neq(T ). The equilibrium population neq(T ) and the H2 formation
rate R(eq)

H2
(T ) are therefore proportional to the grain surface. We can thus consider the

formation efficiency η, which gives the fraction of H atoms colliding that are transformed
into H2:

η =
2RH2(T )

kcoll

(3.40)

where kcoll is the collision rate. We see that this equation is independent of the grain size.
Despite its advantages (i.e. simplicity and fast computation), the rate equation ap-

proach, along with approximations gives rise to problems in some regimes. Indeed, by
using the classical rate equation approach we assume that the number of species n at
the surface is large enough to be treated as a continuous variable so that we can neglect
stochastic fluctuations of population. It is not uncommon that the surface population on
a grain is close to one and the LH mechanism is effective as soon as at least two atoms
are present on the surface. The discrete nature of surface processes cannot be taken
into account using this approach. Secondly, the approach usually assumes an equilibrium

1As pointed out by Bron et al. [2014a], Eley-Rideal reaction occurs when a gas atom falls onto an occupied
site by an adsorbed atom. This process is valid both for a physisorbed and a chemisorbed atom. However, for
simplicity, and because it is customary in the literature, we will associate the LH mechanism with physisorbed
atoms and the ER mechanism with chemisorbed atoms only.
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grain temperature. However, as we will see, temperature of grains, in particular that of
the small ones, fluctuates substantially due to photon absorption events.

Furthermore, the LH mechanism is only effective in a typical narrow range of temper-
ature [5 - 15 K] because of the very small binding energy that results from the weak van
der Waals dispersion forces. This is problematic in the context of astrophysics because
the equilibrium temperature is almost exclusively above ∼ 20 K in most unshielded re-
gions. Yet, observations indicate that molecular hydrogen formation is efficient under a
wide range of interstellar conditions, from the cold shielded dark clouds to PDRs regions
with gas temperature of several 100 K.

It thus appeared necessary to developed other numerical techniques, in particular
techniques that takes into account the random surface processes.

Figure 3.4: Illustration of the two main mechanisms that lead to formation of H2. Left:
physisorbed-based Langmuir-Hinshelwood (LH) mechanism. Right: chemisorbed-based Eley-
Rideal (ER) mechanism [From Bron et al., 2014b].

3.5.3.2 Temperature fluctuations

Before describing the methods that account for the statistical effects, let us introduce
some details about the temperature fluctuations of the small grains in order to put these
effects in a meaningful context. We have seen that rate equation computes the H2 for-
mation processes on surfaces under radiative equilibrium between the absorption of short
wavelength photons by dust grains and the re-emission of energy by thermal radiation
in the infrared, which determines an equilibrium temperature Te for grain surfaces. The
definition of an equilibrium temperature is roughly valid for grains of size > 500 nm
whose energy stored is much higher than the energy deposited by a UV photon from the
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ISRF [Greenberg, 1968, Duley, 1996]. For smaller grains (1 nm to 500 nm), however,
whose heat capacity is small, the stored energy is comparable to the absorbed photon’s
energy which results in a significant increase of temperature in a transient spike [Desert
et al., 1986, Draine and Li, 2001, Compiègne et al., 2011]. This effect can be very large
for particles whose size is close to molecular size (e.g. PAH) where spikes can reach 103 K
in some cases [Draine and Anderson, 1985]. It is admitted that these temperature spikes
enhance reaction rates for adsorbed species on dust grains as well as desorption rates.
For instance, the rapid heating of the grain will massively thermally desorb H2 from the
surface which, in turn will influence the gas-phase chemistry [Cuppen et al., 2006].

The temperature of grains undergoing important spikes cannot be calculated under
the assumption of equilibrium heating and cooling. The strong dependence of the cooling
rate Rc on the temperature T implies that a very small grain heated to a high temperature
by absorption of a UV photon will cool quickly to a temperature near the equilibrium
temperature Te. The timescale of this cooling is approximately [Duley, 1996],

tc ≈
hνabs

4πa2Rc

(3.41)

where hνabs is the energy of the incident UV photon. For T > 100 K, tc is of the order of ∼
1 sec, which is less than the typical time interval tp between two absorptions of photons.
Since tp » tc and that most of the energy is removed during the time tc, the grain surface
will be able to cool to temperatures T « Te during the interval tp and reach temperatures
that allows for certain surface reactions to occur, in particular H2 formation.

3.5.3.3 Statistical approach

The discrete nature of the surface population and temperature results in random fluctu-
ations of these variables. To solve this problem using a statistical approach, models con-
sider that the adsorbed atoms migrate randomly on the surface and one H2 is formed each
time two atoms meet. This mechanism has been studied extensively using a probability
density function (PDF) driven by a master equation. This approach is thus commonly
called the master equation approach. Unlike the rate equation approach, the master
equation approach has the disadvantage of being particularly CPU-costly and it usually
requires to make approximations to allows for a faster solution. Various approximations
have been proposed such as the moment equation approach [Lipshtat and Biham, 2003,
Le Petit et al., 2009].

For our study, we decide to adopt the prescription of Bron et al. [2014a] (called B14
hereafter) which consists in using an analytical approach based on the master equa-
tion which simultaneously accounts for the fluctuations of the dust temperature and the
adsorbed H-atom population to compute the total H2 formation rate. Although their
method allows to quickly compute the ER mechanism without any approximation, the
LH mechanism is computationally costly and requires to build fast and accurate approxi-
mation. Their H2 formation rate parameter Rf (LH mechanism) for a carbonaceous dust
population as a function of the radiation field intensity G0 is shown in Figure 3.5. The
different lines account for different proton number densities. The blue (104 cm−3) and
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purple (106 cm−3) are the data from Fig. 6 of Bron et al. [2014a].
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Figure 3.5: Integrated formation rate parameter Rf as a function of the radiation field intensity
G0 for different gas densities. The blue (104 cm−3) and purple (106 cm−3) are the data adapted
from Fig. 6 of Bron et al. [2014a]. The black lines (104, 106, 107, 108 cm−3) correspond to our
analytical fits.

3.5.4 Implementation in Nautilus

The study of B14 lies in a domain of gas temperature and gas density (100 to 106 cm−3)
different from our present study but this difference can be corrected as both temperature
and gas density only affect the results through the collision rate of atomic Hydrogen with
the grains, which scales as nH

√
Tg. Thus, we can estimate the rate for a given density

nH and a given temperature Tg by extracting or interpolating from B14’s data the value
corresponding to an equivalent gas density neq,

neq = nH

√
Tg

100 K

s(Tg)

s(100 K)
(3.42)

where s(Tg) is the sticking coefficient at temperature Tg as defined by Le Bourlot et al.
[2012]:

s(T ) =

(
1 +

T β

T2

)−1

(3.43)
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where T2 = 464 K and β = 1.5, which approximately gives the same results as in Sternberg
and Dalgarno [1995].

Figure 3.5 shows B14’s rates (blue and purple lines in Fig. 3.5). We see that the
formation rate is proportional to the gas density at low densities, then it progressively
saturates for larger densities because the UV flux G becomes insufficient to dissociate H2

and the fraction of atomic H decreases. At lower densities, this stochastic rate roughly
decreases as 1/G because grains spend more time in the temperature range where the
LH formation is efficient as the UV flux decreases.

We managed to interpolate B14’s data using an analytical polylogarithmic function
(see Appendix C for a detailed description). The analytical fit results are the black lines
in Fig. 3.5. Each line corresponds to a proton number density (we show 104, 106, 107, 108

cm−3 as examples). The implementation is very simple: NAUTILUS reads the local gas
density and local flux at the considered location within the model. Then, it computes
the local H2 formation rate using the polylogarithmic functions.
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4.1 Introduction

The first step before simulating the chemical evolution of disks using NAUTILUS was
to build a 2D disk model with a full distribution of dust suited for the code. From the
perspective to use a realistic description of dust grains, we want to consider dust settling
and define a proper grain size distribution, which are both expected to affect the chemical
evolution of the disk. For NAUTILUS, this implies to obtain the dust density number
nd(r, z, a) at each coordinates (i.e. (r, z)) of the disk for each grain species considered so
that we can write the dust concentration as follows:

[Xd] =
nd(r, z, a)

nH(r, z)
. (4.1)

In this equation, a denotes the grain sizes and nH(r, z) is the total hydrogen atom number
density at radius r from the central star and altitude z above the mid-plane.

4.2 2D disk model

As established in Chapter. 2, g index always stands for gas and d always stands for dust.
We use a reference radius for all equations taken at 100 au from the star. Thus, the index
0 always stands for 100 au. Unless specified, volumes are expressed in cm3 and mass in g.
n always describes a number density while ρ always describes a mass density. In general,
the term gas refers to the number of hydrogen (atomic and molecular) which accounts
for the total gas density. The disk is assumed to be in Keplerian rotation about the host
star.

4.2.1 Gas description

Computation of vertical and radial temperature profiles The kinetic temperature Tk
along the radius in the mid-plane is given by the power-law,

Tk(r, z = 0) = Tmid,0

(
r

R0

)−q
(4.2)

where Tmid,0 is the temperature at R0 in the mid-plane. Then, following Dartois et al.
[2003], we define a vertical temperature gradient using the formulation of Williams and
Best [2014],

Tg(r, z) = Tmid(r) + (Tatm(r)− Tmid(r)) sin

(
πz

2zatm

)2σ

(4.3)

where σ is the siffness of the vertical temperature profile and zatm is the atmosphere
altitude (the upper boundary of the disk model).

Computation of the gas scale height Assuming static vertical equilibrium, the gas
scale height at reference radius is given by,
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Hg,0 =

√
kBTmid,0R3

0

µmmHGM∗
. (4.4)

where the radial profile of the gas scale height can be defined as,

Hg(r) = Hg,0

(
r

R0

)h
(4.5)

where Hg,0 is the scale height of the gas at the reference radius R0 and h = 3
2
− q

2
.

Computation of the gas surface density The gas surface density Σg(r) also follows a
power-law radial profile,

Σg(r) = Σg,0

(
r

R0

)−p
(4.6)

The gas disk mass can be given as a function of the surface density by

Mgas =

∫ Rout

Rin

2πrΣg(r)dr =

∫ Rout

Rin

2πrΣg,0

(
r

R0

)−p
dr (4.7)

where Rout is the outer radius of the gas disk and Rin is the inner radius. Integrating
Eq.4.7 allows to obtain Σg,0,

Σg,0 =
MgasR

−p
0 (2− p)

2π(R2−p
out −R2−p

in )
. (4.8)

For instance, for Rout = 300 au, Mgas = 0.008 M�, R0 = 100 au and p = 1.5, we get Σg,0

= 0.335 g.cm−2.

Computation of the gas vertical profile The gas in the disk is considered to be in
hydrostatic equilibrium at the mid-plane temperature. If the disk is vertically isothermal
(∂ ln(T )/∂z = 0), the solution of the gas vertical density profile is gaussian distributed
and is written as in Equation 2.17. However, since our model assumes a vertical gradient
of the temperature, the vertical gas profile deviates from a gaussian distribution. The
solution is not trivial and it is necessary to iteratively solve the equation of hydrostatic
equilibrium (Equation 2.12). As our disk model is discretized, NAUTILUS computes the
gas density for each z vertical point, called spatial points. Therefore, solving Eq. 2.12 at
the spatial point zj yields,

ln(ρg(zj)) = ln(ρg(zj−1))−
[
Ω2 µmH

kBT (zj)
+
(

ln(T (zj)
)
− ln(T (zz−1)

)]
. (4.9)

where Ω is the Keplerian angular velocity. We note that NAUTILUS computes the gas
number density (in cm−3) so that Eq. 4.9 is to be converted into the appropriate units.
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4.2.2 Dust description

Dust quantity The material composition is distributed into two separate grain popu-
lations, one population of silicate grains (62.5 %) and the other of graphite grains (37.5
%), according to the MRN model [Mathis et al., 1977]. This leads to a material specific
mass density equals to:

ρm = 2.5g.cm−3. (4.10)

Mathis et al. [1977], Draine and Lee [1984], Laor and Draine [1993], and Weingartner
and Draine [2001] also show that the number of species in the size interval [a, a + da] is
given by

dn(a) = CnHa
−dda (4.11)

with C a normalization constant, nH the number density of hydrogen nuclei and dn(a)

the number of grains in the size interval [a, a + da]. We first consider a continuous grain
size distribution. We can use Eq.4.11 to obtain the dust mass per unit of volume:

mdust =

∫ a+

a−

m(a)dn(a) =

∫ a+

a−

4π

3
ρmCnHa

3−dda (4.12)

where m(a) is the mass of grain species of size a per unit of volume and {a−,a+} are the
cutoff sizes of the bin. The integration of Eq.4.12 gives

mdust =
4π

3
ρmCnH

1

4− d(a4−d
+ − a4−d

− ) (4.13)

Then, the dust to gas ratio is

ζ =
mdust

mgas

=
mdust

nHµamH

(4.14)

where mgas is the gas mass per unit of volume, mH is the mass of hydrogen atom and µa
is the mean molecular weight. Using Eq.4.13 and Eq.4.14 we solve for the normalization
constant

C =
3

4π

ζµamH

ρm
(4− d)

1

(a4−d
+ − a4−d

− )
(4.15)

Computation of the dust surface density We introduce the surface density of a grain
population of size a following a radial power-law,

σd(r, a) = σd,0(a)

(
r

R0

)−p
(4.16)

where σd,0(a) is the surface density of the dust species of size a at the reference radius.
Thus, we assume that the dust surface density follows the same law along the radius as
the gas. The total dust surface density (accounting for all grain populations) is obtained
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by integrating on all the grain sizes,

Σd(r) =

∫

a

σd(r, a)da. (4.17)

As we will see, NAUTILUS computes a finite number of grain sizes so Eq. 4.17 is dis-
cretized and we define a grain population consisting of Nd grain sizes.

Computation of the vertical distribution We assume that the dust vertical profile is
independent of the temperature so that it follows a Gaussian distribution regardless of
the size,

ρd(r, z, a) = ρd,mid(r, a) exp

( −z2

2Hd(r, a)2

)
. (4.18)

where ρd,mid(r, a) is the density in the mid-plane at r for grains of size a.
The surface density at r for a grain size a σd(r, a) can be expressed by integrating the
dust mass density along the altitude:

σd(r, a) =

∫ +∞

−∞
ρd(r, z, a)dz (4.19)

Therefore, Eq. 4.18 can be written as,

ρd,mid(r, a) =
σd(r, a)√
2πHd(r, a)

exp

( −z2

2Hd(r, a)2

)
. (4.20)

Unlike the gas, the dust is settled along the altitude. Because dust grains do not react to
pressure, the dust scale height Hd(r, a) is different from the gas scale height Hg(r) and
depends on the grain size a since the dust scale height depends on the settling.

Computation of the settling factor We define the settling factor s(r, a) following Equa-
tion. 4.21,

s(r, a) =
Hd

Hg

=
1√

1 + τs
Sc
α

. (4.21)

The resulting settling factor is shown by the blue curve in Figure 2.10. We see that the
ratio between Hd and Hg is directly dependent on the grain size a. Small grains are well
coupled to the gas and their vertical profile roughly follows that of the gas while bigger
grains are mainly subject to gravitational interactions and turbulence diffusion which
define their vertical distribution [Dong et al., 2015]. Figure 4.1 illustrates the dust scale
height of a set of 16 bins as defined in Table. 4.1. The bin values increase with the grain
sizes. The scale height of the biggest grain size population decreases by several factors
as compared to the grain population of the smallest size.
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Figure 4.1: Scale heights of the 16 grain species as a function of the radius. The grain size
ranges from 0.007 to 651 µm. The scale height of the smallest grains roughly follows the gas
scale height. The larger grains tend to significantly settle toward the mid-plane.
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Table 4.1: Overview of the 16 discretized grain sizes.

bin averaged size (µm) relative dust mass relative area
1 0.007 0.10 % 30.5 %
2 0.015 0.15 % 20.8 %
3 0.032 0.22 % 14.2 %
4 0.069 0.33 % 9.73 %
5 0.15 0.48 % 6.67 %
6 0.32 0.70 % 4.59 %
7 0.68 1.03 % 3.19 %
8 1.46 1.50 % 2.25 %
9 3.13 2.20 % 1.64 %
10 6.69 3.22 % 1.25 %
11 14.4 4.72 % 1.03 %
12 31.0 6.91 % 0.90 %
13 66.0 10.1 % 0.84 %
14 142 14.8 % 0.80 %
15 304 21.7 % 0.78 %
16 651 31.8 % 0.76 %

Dust to gas ratio We assume that the vertically integrated dust to gas mass ratio ζ is
constant and is independent of the settling factor. Therefore, we define a single ζ valid
at all radii:

ζ =
Σd(r)

Σg(r)
=

∫
σd(r, a)da

Σg(r)
=

1

100
. (4.22)

Computation of the grain size intervals To discretize the grain sizes, we divide the
range into logarithmically distributed intervals. The cutoff of each interval k is defined by
a maximum value amax,k and a minimum value amin,k. We want to express the averaged
grain size value of each interval. By using Eq.4.11 we can derive the averaged grain size
of the kth interval aav,k as follows:

4π

3
CnH

∫ amax,k

amin,k

a3a−dda =
4π

3
CnHa

3
av,k

∫ amax,k

amin,k

a−dda (4.23)

⇐⇒
∫ amax,k

amin,k

a3−dda = a3
av,k

∫ amax,k

amin,k

a−dda (4.24)

Then, by integrating we can isolate the averaged grain size:

⇐⇒ aav,k =

(
1− d
4− d ·

a4−d
max,k − a4−d

min,k

a1−d
max,k − a1−d

min,k

) 1
3

(4.25)

To simplify notation we write aav,k = ak. Following Heese et al. [2017] and using Eq. 4.25,
we define a totalNd = 16 different grain sizes that will be used in all the models. Table. 4.1
summarizes the different bins and their relative characteristics.
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4.2.3 Extinction in a disk with multi-sized grains

Computing the extinction in the case of multiple grain populations requires to use specific
approaches. Several methods can be used. One is to use radiative transfer codes to
compute the dust extinction generated by the dust distribution and then couple the
results to chemistry simulations. This is the method employed for this thesis, which is
described in Chapter. 5.

Another approach would be to algebraically treat the extinction, in a case of multiple
grain sizes, which does not require the use of radiative transfer simulations. Even though
our present study considers the first approach, it is nevertheless necessary for the NMGC
(and the future users) to be able to use a multi-grain extinction as a "standalone" mode.
To do so, the algebraic calculation has also been embedded in the routine (coded for this
thesis work to build the disk physical structure) for a standalone use of the NMGC. I
believe this treatment is worth being introduced in this thesis.

The following is here to describe how our disk physical model treats the extinction
in the case of a grain population of multiple sizes without the help of radiative transfer
simulations. Before giving the definition of the extinction, we also remind the definition
of the radiative transfer equation in the case of a non-emissive medium.

4.2.3.1 Solution of the radiative transfer equation

Calculation of the intensity in a cloud Let M be a point in the disk at which we want
to know the local specific intensity Iν . To obtain the intensity at M , we have to integrate
the radiative transfer equation from the rear edge of the cloud to the point M . At the
rear edge of the cloud, the optical depth τν equals 0 and increases toward M . Assuming
the angle between the observer and the ray is 0, the evolution equation of the specific
intensity along the line of sight is,

dIν
ds

= −κνIν + jν (4.26)

where s is the path along the line of sight, jν is the emissivity coefficient and κν is the
absorption coefficient. If κν 6= 0, we can write Eq. 4.26 to the equivalent (misleadingly)
simple form by substituting s for the optical depth τν = κνds:

dIν
dτν

= −Iν + Sν (4.27)

where Sν = jν/κν is called the source function.

Solution for a non-emissive medium In the case where the medium is non-emissive
(jν = 0), which is approximately the case for UV radiation in optically thin layers, the
source function becomes equal to zero and the Eq. 4.27 is written as,

dIν
Iν

= −dτν . (4.28)

The integration is trivial and the formal solution in a purely absorbent medium is,
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Iν = I0,νe
−τν (4.29)

where I0,ν is the specific intensity before it enters the cloud. Therefore, we see that
the intensity at a point M in a cloud is equal to the incident intensity weighted by the
absorbent medium.

4.2.3.2 General definition of the extinction

We can express the extinction in magnitude Aν in terms of the reduction in intensity
caused by the presence of dust in the line of sight,

Aν = −2.5 log10

(
Iν
I0,ν

)
. (4.30)

Substituting the flux from Eq. 4.29 yields,

Aν = 2.5 log(e)τν = 1.086 · τν . (4.31)

where τν is the frequency-dependent opacity (or optical depth).

Opacity The general definition of the opacity is,

τ(ν) =

∫

s

k(s, ν)ds (4.32)

where k(s, ν) is an absorption coefficient and the integration is made along a path of light
s. Both dust and gas contribute to the UV attenuation. Let us give a definition of the
opacity for each of them.

4.2.3.3 Molecular opacity

For a line, the molecules contribute as follows:

τm(ν, s, z) =
∑

X

∫

s

n(X, r, z)σabs(X, ν)ds (4.33)

where X are the molecules that contribute to the attenuation (we note that {H2, CO,N2}
are the molecules that contribute the most), n(X, r, z) is the number density [cm−3] of
species X at coordinates (r, z) and σabs(X, ν) is the absorption cross-section of species X
at frequency ν. In the case of a disk model, the line s over which we integrate is either the
altitude z above the considered point of coordinates (r, z) or the distance l =

√
r2 + z2

between the central star and the considered point.

4.2.3.4 Dust opacity

For a discretized grain size population, we write:



106 Chapter 4. Application of the NMGC to 2D disk model

τd(ν, s, z) =
∑

i

∫

s

κe(ak, ν)nd(ak, r, z)ds (4.34)

κe(ak, ν) is the dust extinction coefficient and nd(ak, r, z) is the number density [cm−3]
of the grains of size ak at coordinates (r, z). When a radiation is intercepted by a dust
grain, the radiation undergoes absorption and scattering processes. The sum of these
two processes is called extinction. For this reason we consider the extinction coefficient
rather than simply the absorption coefficient.

To define the extinction coefficient, we introduce the extinction efficiency:

Qe(ak, ν) =
σe(ak, ν)

σg(ak)
(4.35)

where σe(ak, ν) is the extinction cross-section for grains of size ak and σg(ak) = πa2
k is

the geometrical cross-section. Since the extinction is a combined effect of absorption and
scattering of light we write,

σe(ak, ν) = σabs(ak, ν) + σsca(ak, ν). (4.36)

Consequently:

Qe(ak, ν) = Qabs(ak, ν) +Qsca(ak, ν). (4.37)

Then, considering Eq. 4.35, the extinction coefficient is defined as,

κe(ak, ν) = σe(ak, ν) = σg(ak)Qe(ak, ν). (4.38)

If we define the geometrical cross-section as σg(ak) = πa2
k, Eq. 4.34 is finally:

τd(ν, r, z) =
∑

i

∫

s

nd(ak, r, z)a2
kπQe(ak, ν)ds (4.39)

By integrating along the path s, Eq. 4.39 becomes,

τd(ν, r, z) = π
∑

i

Nd(ak)a
2
kQe(ak, ν) (4.40)

where Nd(ak) is the dust column density of grains of size ak. Finally, the Aν is written
as,

Aν = 1.086π ·
∑

i

Nd(ak)a
2
kQe(ak, ν) (4.41)

This equation is used to calculate the Aν in absence of radiative transfer simulations.

Extinction efficiency We now need to define the extinction efficiency Qe(ak, ν). To do
so, we use a parametrisation of Qe(ak, ν) and define three different "regimes" depending
on the grain size and wavelength:
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λ ≤ πak : Qe(ak, ν) = 2 (4.42)

πak < λ < 2πak : Qe(ak, ν) = Qc

(
λ

λc

) log10 Qc
log102

(4.43)

λ ≥ 2πak : Qe(ak, ν) = Qc

(
λ

λc

)−2

(4.44)

where Qc is the extinction at the resonance where λ = λc = 2πak.

4.3 Implementation in NAUTILUS

4.3.1 Grid

NAUTILUS performs simulations in 1D. To create a 2D disk, we simulate the chemistry
in 1D in the z direction at each considered radius and we interpolate between the radii.
The total size of the box is chosen to be z/Hg = 4 so we convert the altitude z [au] into
units of z/Hg. We divide the edge-on disk into a finite number of radius and altitudes

r : (r1, r2, ..., ri, ..., rNr)

z : (z1, z2, ..., zj, ..., zNp)
(4.45)

with Nr = 13 the number of implemented radii (from 30 au to 250 au) and Np the number
of spatial points implemented at each radius. We note that Np is the same at all radii in
order to maintain a 4 Hg box everywhere. Therefore, the structure is divided into cells
of coordinates (ri, zj).

Each cell at (ri, zj) in the grid receives the abundances from all the grain species at
the considered coordinates. The local dust to gas mass ratio ζ varies with z because of
the dust settling but the vertically integrated ζ is constant.

Computation of the vertical grid As the total size of the box is 4 Hg, z will be a
table of spatial points vertically distributed and equally spaced. It is computed using the
formula,

z(j) =
(
1− 2× j

2×Np − 1

)
× 4Hg (4.46)

where j = 0, ..., Np − 1. The structure of the naked grid (without physical/chemical
input) is represented in Figure. 4.2.
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Figure 4.2: Naked grid of our disk model implemented by NAUTILUS. The purple crosses
corresponds to the spatial points where NAUTILUS simulates the local chemical evolution.

4.3.2 Dust surface density in the case of multiple grain sizes

As described in subsection 4.2.2, we discretize the size intervals and write ak the size of
the kth grain population. The dust to gas ratio is expressed as

Σd(r) = ζΣg(r). (4.47)

Moreover, since we assume that the dust surface densities follow the law as written in
Eq. 4.16, we can write Equation. 4.47 at the reference radius. It becomes,

Σd,0 = ζΣg,0. (4.48)

Using a discretized version of Equation. 4.17, Eq. 4.48 is also

∑

k

σd,0(ak) = ζΣg,0. (4.49)

In other words, σd,0(ak) is a fraction xak of the total dust surface density:

σd,0(ak) = xakζΣg,0. (4.50)

Using a discretized version of Equation. 4.13 we can express the fraction as

xak =
mak∑
kmak

(4.51)
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Table 4.2: Overview of the disk model parameters.

Disk Parameters

T?,eff (star temperature) 3900 K
L? (star luminosity) 0.75 L�
M? (star mass) 0.58 M�
ISRF DRAINE
Σg,0 (gas (H + H2) surface density at R0) 0.335 g.cm−2

p (surface density exponent) 1.5
Rin (innermost radius) 1 au
Rout (outermost radius) 250 au
R0 (reference radius) 100 au
ζ (dust to gas mass ratio) 0.01
Tmid,0 (observed Tmid at R0) 10 K
Tatm,0 (observed Tatm at R0) 50 K
σ (stiffness of the vertical T profile) 2
q (radial T profile exponent) 0.4
Sc (Schmidt number) 1
α (viscosity coefficient) 0.01
d (grain size distribution exponent) 3.5
amin (smallest grain radius) 5 nm
amax (biggest grain radius) 1 mm
number of bins 16
ρgrain (material density of dust) 2.5 g.cm−3

Mdisk (total disk mass) 7.5.10−3 M�

Therefore, using Eq. 4.50 and 4.51 allows to separately express the surface density σd,0(ak)

of each grain population.

4.3.3 Results of the physical model

As mentioned in Chapter. 1, the NAUTILUS inputs of our disk model are the quantities
derived by the observations of the Flying Saucer [see Dutrey et al., 2017], which are given
in Table. 4.2. One of the most important parameter is the gas surface density at reference
Σg,0 since all other densities are derived from it (see Eq. 4.50). We use a value of 0.335
g.cm−2.

The physical results are shown in Figure 4.3. These represent the input physical
structure of our disk model that NAUTILUS will use to perform the chemical simulations.
We note that the UV fields G as well as the dust area-weighted temperature Ta (defined
by Equation. 6.1 in Chapter. 6) derived from the temperature of the 16 grain species are
computed beforehand the chemical simulations by a radiative transfer code which we will
describe in Chapter. 5.
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Figure 4.3: Physical structure of the disk model. Tg is the gas temperature, nH is the gas
number density, G is the local flux in the case of the HUV models (see Chapter. 6), ζ is the dust
to gas mass ratio in the case of the multiple grain sizes, nd and Ta (see Eq. 6.1) are the dust
area-weighted density and temperature, respectively. The solid black lines represent the vertical
extinction at Aν = 0, 1 and 2.
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5.1 Introduction: the importance of radiative transfer
simulations

UV flux is found in nearly every astrophysical regions, not only in PDR regions but,
as we will see, also in disks. The UV photons carry enough energy to photodissociate
or photoionize the chemical species present in the disk. These photoprocesses govern
the evolution of cooling species abundances and produce ions and radicals that enhance
the chemical richness. The UV flux also regulates the grain temperature, which is also
an extremely important parameter for chemistry since the grain surface are the major
contributors to chemical complexity. Precisely characterizing the UV radiation sources,
the UV penetration in the disk and, consequently, the grain temperature as well as the
photorates, is therefore paramount to properly study the chemistry evolution. The finest
way to do that is by using radiative transfer simulations. In the following, we first explain
how the photoprocesses will be characterized in our simulations and then why coupling
radiative transfer to chemistry matters.

Definition of the photorates The fundamental parameters that quantify the photopro-
cess events are the photodissociation and photoionization probability rates, or photorates.
The evolution of abundance of a species X due to photoprocesses generated by UV pho-
tons in the gas phase is given by a first order differential equation of the form:

dn(X)

dt
= Kp(Y )n(Y )−Kp(X)n(X) (5.1)

where n(X) [cm−3] is the density of species X, Kp(X) [s−1] is the photoprocess rate of
species X, n(Y ) and Kp(Y ) are the density and the photoprocess rate of another species
Y , respectively.
Let us now define the photoprocess rateKp. The relation between photon spectral density
uν and photon-based intensity is

uν =
1

c
Iph(ν) (5.2)

where Iph(ν) = I(ν)/(hν) is the photon-based intensity [s−1cm−3nm−1] summed over all
angles. The total number of UV photons leading to a photoprocess event per cm3 per
second is then

Nph
p =

∫

ν

ckp(ν)uνdν =

∫

ν

kp(ν)Iph(ν)dν. (5.3)

Where the integral is done along the whole line and where kp(ν) is the photoprocess
coefficient defined as,

kp(ν) = nph(ν)σp(X, ν) (5.4)

where nph(ν) is the number of photons of energy E = hν absorbed and σp(X, ν) is the
photoprocess cross-section. Then, substituting Eq. 5.4 into Eq. 5.3 yields,
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Nph
p =

∫

ν

nph(ν)σp(X, ν)Iph(ν)dν (5.5)

Therefore, the probability Kp(X) [s−1] that a single photon leads to a photoprocess event
to a chemical species X can be evaluated as in Heays et al. [2017]:

Kp(X) =

∫

ν

σp(X, ν)Iν(ν)dν ≡
∫

λ

σp(X,λ)Iλ(λ)dλ (5.6)

In the case of a protoplanetary disk, for a species X bathed in the UV flux Iλ(λ) =

IL(λ, r, z) in a local cell L at cylindrical coordinates (r, z), we write the photorate as,

Kp(X, r, z) =

∫

λ

σp(X,λ)IL(λ, r, z)dλ. (5.7)

This is the equation that we have implemented in the NAUTILUS code.

Coupling radiative transfer simulations to chemistry The definition of photorates
given by Equation. 5.7 shows that the evaluation of the photorates at each point in the
disk requires to have a precise knowledge of the wavelength-dependent photodissocia-
tion/photoionization cross-sections σp(X,λ) for each species X of interest and of the
wavelength-dependent local UV flux IL(λ, r, z).

To compute the UV flux, we will use the 3D Monte-Carlo radiative transfer code
POLARIS (introduced in Chapter. 6) to perform full radiative transfer simulations of our
disk model considering the multiple grain populations (as described in Chapter. 4), so
that we obtain a proper local flux in each cell of the disk. This will allow to precisely
characterize the temperature of each grain population.

However, the penetration in the disk is attenuated by both the dust and the gas and
radiative transfer simulations only consider the extinction by the dust grains and not by
the gas, known as self and mutual shielding. The latter can have a significant effect in
some parts of the disk and in some wavelength ranges. Moreover, as the chemistry evolves
with time, the gas shielding can also change so that the local flux value can evolve with
time as well. It is therefore necessary to find a way to add the contribution of the gas to
the UV extinction.

This chapter will consist in describing 1) the molecular cross-sections and 2) the so-
lution employed to couple both the dust and gas extinction in order to compute precise
time- and wavelength-dependent photorates. Figure 5.1 is a schematic view of the cou-
pling between the radiative transfer and chemistry codes. POLARIS uses the disk physical
structure to compute both the size-dependent dust temperature in the disk Td(ak, r, z)

and the UV local flux attenuated by the dust opacity Id(λ, r, z). These results are pre-
sented in Chapter. 6. Then, NAUTILUS uses these outputs to compute the local flux
attenuated both by the dust and the gas IL(λ, r, z), the photorates Kp(X, r, z)and then
the time-dependent chemical concentrations Xmol(r, z, t).
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Figure 5.1: Illustration of the pipeline between the radiative transfer code POLARIS and the
chemistry code NAUTILUS. POLARIS computes the dust temperature Td(ak, r, z) and the local
UV flux Id(λ, r, z) using a dust disk structure. NAUTILUS takes as input the POLARIS output
coupled with a gas disk structure in order to compute the molecular concentrations as a function
of time Xmol(r, z, t).

5.2 Wavelength-dependent cross-sections

The wavelength-dependent and space-independent photoprocess cross-section σp(λ) of
astronomical relevant molecules are collected from theoretical and experimental studies
performed in laboratories. These cross-sections are crucial to describe gas-phase pho-
toprocess events, both to interpret observations and compute abundance evolutions via
gas-grain codes.

5.2.1 Properties

When a molecule AB absorbs a UV photon, its excited state can lead to several pho-
toprocess channels, each of which occurring with a certain probability. This includes
non-destructive emission AB∗ → AB + hν, ionization AB∗ → AB+ + e− or dissociation
AB∗ → A + B. The photoionization and photodissociation cross-sections are the product
of the photoabsorption cross-section and an ionization or dissociation decay probability.
The ratio of the rate constant for a particular process to occur to the rate constant for
the total possible processes is called branching ratio.

The wavelength-dependence of a cross-section is directly related to the electronic struc-
ture of the chemical species. The characterization of the cross-sections according to the
wavelength of the absorbed photon is performed either experimentally or via theoretical
calculations.
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5.2.2 Databases

Public databases have been created to compile photoabsorption, ionization and dissoci-
ation cross-sections. We note, among others, the MPI Mainz UV/VIS Spectral Atlas1,
which provides a full set of laboratory photoabsorption cross-sections. Other databases
specifically collect astrochemical relevant molecular cross-sections such as the MOLAT2

and SESAM3 databases of vacuum-ultraviolet spectroscopy from the Observatory of Paris.
For this thesis work, we used the cross-sections of 102 relevant atoms and molecules ex-
tracted from the Leiden University database4 [Heays et al., 2017].

5.2.3 Molecular shielding

While UV photon absorption by dust grains accounts for most of the attenuation at all
wavelengths, some molecular species can effectively absorb UV photons at specific wave-
lengths depending on their respective cross-sections. This absorption process may lead
to extinction of the flux at these specific wavelengths, decreasing their own photodis-
sociation rates as well as the ones of other species. This process is called shielding or
self-shielding. The reader is referred to van Dishoeck and Black [1988] for a detailed
study. We note that H2, CO and N2 are the molecules that contributes the most to
shielding and self-shielding, even at relatively low column densities relative to H [see
Heays et al., 2017] so that the shielding can compete with the dust attenuation in certain
areas such as PDRs. Therefore, in all our models, the molecular opacities were computed
by only considering these three species. The contribution of the others is negligible and
computationally expensive. More details will be given in the next section. Figure 5.2
exhibits the photoabsorption cross-section (left) and the photodissociation cross-section
(right) of these three species as a function of the wavelength in the UV domain.

5.3 Approximation of the radiation fields

5.3.1 Sources of radiation fields

We want to define the value Kd(X) of each species involved in the NAUTILUS chemical
network at specific time-steps and at every coordinates (r, z) of the disk. The first tricky
step is the modelling of the radiation field. As we study disks with a flaring geometry,
we assume that the disk surface is exposed to the star radiation. We thus consider two
main sources of radiation: the ISRF, that will be computed vertically, and the Stellar
Radiation field (SRF). The local photorates will be a result of both the stellar field and
the interstellar radiation field. The star is treated as a source point with a radius far
smaller than the dimension of the disk.

1http://satellite.mpic.de/spectral_atlas
2https://molat.obspm.fr/
3http://sesam.obspm.fr/
4https://home.strw.leidenuniv.nl/~ewine/photo/index.php?file=cross_sections.php

http://satellite.mpic.de/spectral_atlas
https://molat.obspm.fr/
http://sesam.obspm.fr/
https://home.strw.leidenuniv.nl/~ewine/photo/index.php?file=cross_sections.php
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Figure 5.2: cross-sections of H2, CO and N2. Left panel: photoabsorption cross-sections. Right
panel: photodissociation cross-sections.

5.3.2 Penetration in the disk

We need to describe the penetration into the disk and the attenuation of the radiation
field by the dust and gas. This is critical for chemical simulations since characterizing
the field in every parts of the disk is necessary to compute the photorates. As mentioned
in the previous section, the field is a contribution of stellar and interstellar radiations so
that we can write:

Itot = IISRF + I∗. (5.8)

where IISRF is the incident unattenuated specific intensity from the ISRF, I∗(r, z) is the
spatially diluted incident unattenuated specific intensity from the stellar source.

Figure 5.3 shows the radiation fields received by a point M at coordinates (r, z) in
a disk structure as defined in our models (see Section 4). The point M is irradiated by
the two radiation fields (the ISRF and the SRF). Let us consider Eq. 4.29 to solve Eq.
5.8. By solving independently IISRF and I∗ and by neglecting scattering (we can neglect
scattering to evaluate the impact of shielding), we can write in a simple form Eq. 5.8 as,

IL(ν, r, z) ≈ IISRF e
−τVν + I∗(r, z)e−τ

R
ν (5.9)

where τVν is the vertical optical depth generated by the disk matter above the local point
M at (r, z) and τRν is the optical depth generated by the disk medium lying between the
star and the point M . Since the optical depths are a contribution of both dust and gas,
we write:

τVν = τVm + τVd

τRν = τRm + τRd
(5.10)
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where the index m denotes the molecular contribution and d the dust contribution to the
attenuation. Equation 5.9 then becomes,

IL(ν, r, z) ≈ IISRF e
−(τVm+τVd ) + I∗(r, z)e−(τRm+τRd ) (5.11)

This equation gives the value of the total local flux originating from the central source
and the ISRF attenuated by the dust and the gas. However, the radiative transfer code
can only treat the flux attenuated by the dust, which is of the form:

Id(ν, r, z) ≈ IISRF e
−τVd + I∗(r, z)e−τ

R
d . (5.12)
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Figure 5.3: Flux received by a point M located at coordinates (r, z).

5.3.3 Approximation of the local flux

POLARIS can solve Eq. 5.12 but for a comprehensive study we need to actually solve the
whole Eq. 5.11. While computing the vertical molecular opacity τVm is trivial, character-
izing the molecular opacity τRm is much more difficult. Indeed, it requires to know the
time-dependent molecular extinction between the star and the considered point whereas
the chemical model computes the chemistry in a limited number of discretized radii and
a limited number of discretized altitudes. We will simplify this problem by introducing
an approximated form of Eq. 5.11.
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We introduce the ratio RV defined as,

RV =
τRm
τVm
. (5.13)

We note that the ratio RV is therefore spatially-, frequency- and time-dependent. By
factorizing e−τVm in Equation 5.11, we can write,

IL(ν, r, z) ≈ e−τ
V
m

(
IISRF e

−τVd + I∗(r, z)e−τ
R
d e−τ

V
m(RV−1)

)
. (5.14)

The only problematic component in Eq. 5.14 is the term A = e−τ
V
m(RV−1). By examining

the relative values of τRm and τVm , we can reduce the ratio RV to three limiting cases.

case 1: τR
m ≈ τV

m in a few surface layers, RV ≈ 1, we can write A ≈ 1 and Eq. 5.14
becomes,

IL(ν, r, z) ≈ e−τ
V
m

(
IISRF e

−τVd + I∗(r, z)e−τ
R
d

)
. (5.15)

By substituting Eq. 5.12 into Eq. 5.15, it yields,

IL(ν, r, z) ≈ e−τ
V
mId(ν, r, z). (5.16)

case 2: τR
m� τV

m Except for a few disk layers (close to the disk surface), RV is always
much greater than one as the molecular extinction between the star and the local point
is very often much larger than the vertical molecular extinction. In that case, we also
can approximate Eq. 5.15 as Eq. 5.16.

case 3: τR
m � τV

m Since in most regions of the disk we have RV � 1, we assume that
the case where RV � 1 almost never occurs (this assumption is intuitive by looking at
Fig. 5.3), especially if the disk has a very pronounced flaring geometry. The situation
where RV � 1 is restricted to very narrow surface layers where the molecular opacity is
small. Again, Eq. 5.15 can be approximated as Eq. 5.16.

case 4: τm � 1 We can consider a specific case when both molecular opacities are
negligible (for instance when the wavelengths are large). In that case, molecules no
longer contribute to the attenuation and the local flux is simply the flux computed by
POLARIS as defined in Eq. 5.12 and the approximation Eq. 5.16 still holds true.

Consequently, Eq. 5.15 can reasonably be approximated as Eq. 5.16 in all re-
gions of the disk. This will greatly simplifies the computation of the flux since computing
the molecular photorates only requires to know the time-dependent vertical molecular
opacity τVm . The resulting flux will be presented in the following chapter.
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6.1 Introduction

It is important to remind that the disk models are not intended to be as realistic as possi-
ble but rather aim to explore the influence of the grain size and temperature distributions
as described in the previous sections on the chemistry of typical low-mass star disks. The
first step was to perform radiative transfer simulations prior to simulate the chemistry to
obtain a full dust temperature and local flux. We present the results of these simulations
in Section. 6.2. Then, a set of various models were built in order to independently test
and compare the influence of several key parameters (grain distribution, grain tempera-
ture and H2 formation rates). Section. 6.3 is dedicated to present a detailed comparison
of the different models. Finally, the chemistry results are presented in Sections. 6.4, 6.5,
6.6 and 6.7.

6.2 Radiative transfer results

6.2.1 The 3D Monte-Carlo radiative transfer code POLARIS

In our disk models, the UV flux as well as the grain temperature distribution of each grain
size interval throughout the disk are computed using the three-dimensional Monte-Carlo
(MC) continuum and line radiative transfer code POLARIS. The code can perform dust
heating and complex polarized radiative transfer simulations by handling a full set of
parameters (density, temperature, velocity, and magnetic field distributions) [see Reissl
et al., 2016, to have a detailed analysis of the POLARIS code].

We assume spherical grains consisting of a homogeneous mixture of 62.5 % of silicate
grains and 37.5 % of carbonaceous grains. The scattering and absorption coefficients,
based on Mie scattering [Mie, 1908], are computed using the MIEX code [Wolf and
Voshchinnikov, 2004] and using optical properties from Draine and Lee [1984] and Laor
and Draine [1993].

6.2.2 Radiation source

6.2.2.1 Characterization

The main heating source of the dust grains originates from the interaction with the
radiation field penetrating in the disk. Properly characterizing this field is therefore
important to compute the dust temperature. The original goal of this work was to build
disk models inspired from the Flying Saucer’s characteristics. However, as an edge-on
disk, it is observationally difficult to characterize the SED of its central T Tauri star. We
will exploit the spectra of well-known TTauri stars to reconstruct the assumed spectrum
of the Flying Saucer. In particular, we will use the spectrum of TW Hydrae and DM
Tau [France et al., 2014] as the intensity of the Flying Saucer’s central star is assumed to
lie between these two known T Tauri stars. The radiation source is a composition of the
central stellar field and the ISRF. Figure. 6.1 shows the different SED used as input for the
radiative transfer simulations. The radiation field is computed using 100 logarithmically
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distributed wavelengths between 50 nm and 2 mm. The spatial grid involves 300 radii
logarithmically spaced by a factor of 1.05 between 1 and 300 au, and 181 angles with the
same factor between 0 and π. We present herein the two radiation sources.

Interstellar radiation field The interstellar radiation field is straight-forward to char-
acterize. We consider the SED from Draine1978 between 91.2 nm and 200 nm with the
extension of van Dishoeck and Black [1982] for longer wavelengths. The SED is shown
by the blue solid line in Fig. 6.1. The illumination is isotropic.

Central field The central stellar source is defined as a typical low-mass pre-main se-
quence star with a mass of M∗ = 0.58 M�, a luminosity L∗ = 0.75 M�. We assume that
the star radiates as a black-body with an effective temperature T∗,eff = 3900 K. Besides
the stellar radiation field, TTauri stars also exhibit a important UV excess originating
from the inner disk boundary and accretion shocks on the stellar surface. This UV excess
is very wavelength-dependent, with spectral lines like Lyman α having substantial inten-
sities. This excess is not relevant for the dust thermal balance and could be ignored to a
good approximation. However, the UV spectrum can strongly affect the chemistry and
photo-processes are highly wavelength-dependent. Properly considering this UV excess is
therefore necessary. For this reason, the radiative transfer code takes as central radiation
input the sum of the stellar black body spectrum (red solid line in Fig. 6.1) and the UV
excess typically found in the TTauri stars. The green solid line in Figure. 6.1 shows the
sum of the black-body at 3900 K with the UV spectrum shape of TW Hydrae at 1 au
[France et al., 2014]. POLARIS thus uses this stellar spectrum (green line), in addition
to the ISRF (blue line), to compute the dust temperature and the local flux in each cell
of the disk model.

6.2.2.2 Stellar flux before and after molecular shielding

As we have seen in the previous section and in Chapter. 5, POLARIS provides as output
the resulting radiation field in all the disk. But this field as computed by POLARIS is
only attenuated by the dust grains. In a real disk, the radiation flux also encounters
molecular or atomic gas that affect its propagation through the disk, in particular in the
UV range (Fig. 5.2).

In chemistry simulations, the effect of molecular and atomic shielding is often esti-
mated using empirical attenuation factors as a function of line-of-sight visual extinction
[e.g. Lee et al., 1996]. In this work, we used a slightly more elaborated method which re-
quires to compute the local flux using Equation. 5.16 introduced in Chapter. 5. The term
Id(ν, r, z) in the right-hand side of the equation is the flux as computed by POLARIS.
But computing the real local flux IL(ν, r, z) also requires to know the vertical opacity τVm
generated by the molecules from outside the disk to the local cell.

Figure 6.2 shows a comparison between the flux (sum of stellar and interstellar radi-
ation fields) attenuated only by the dust (dotted lines) and the flux attenuated by both
the dust and the gas (solid lines) for various altitudes (z = 0 Hg, 2 Hg, 4 Hg) at 100 au
from the star as a function of the wavelength in nm. The flux attenuated by the gas are
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Figure 6.1: SED of the sources used for the radiative transfer simulations in W.m−2.m−1. The
solid blue line the the ISRF spectrum from Draine1978 and vanDishoeck+Black1982. The red
line is a black-body shape of a central star of effective temperature T∗,eff = 3900 K at 1 au.
The green line is the spectrum of the TTauri star TW Hydrae at 1 au. We see the excess of UV
radiation due to events occurring near the stellar surface.
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those of a disk after an integration time of 106 years using the chemical code NAUTILUS.
At 4 Hg (in the upper atmosphere), the flux is almost not attenuated (the contribution
of the gas is negligible). At 2 and 0 Hg, the attenuation by the gas becomes substantial.
The attenuation by spectral lines, in particular those of H2, is clearly visible. We see that
the attenuation by the gas occurs only in a narrow range of the UV spectrum (/ 160
nm), which is consistent with the molecular cross-sections as shown in Figure. 5.2.
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Figure 6.2: Stellar and interstellar fields as a function of the wavelength for various altitudes (z
= 0 Hg, 2 Hg, 4 Hg). Dotted lines show the flux attenuated only by the dust. Solid lines show
the flux attenuated by both the dust and gas. The flux attenuated by the gas are those of a disk
after an integration time of 106 years using the chemical code NAUTILUS.

6.2.3 Dust temperature

We applied the radiative transfer simulations to our multi-grain disk model described
in Chapter. 4 to compute the dust temperature as a function of a size distribution as
in Heese et al. [2017]. In all models, we use the 16 grain size intervals as shown in
Table. 4.1. Figure 6.3 shows the vertical temperature profile of all the grain sizes at 100
au from the star. Larger grains are colder than smaller ones. The solid black line is
the gas temperature profile Tg(z) as defined by Equation. 4.3. The dashed black line is
the averaged value of the dust temperature. With the aim of comparing the multi-grain
models with single-grain grain models with equivalent dust temperature, it is convenient
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to introduce an area-weighted dust temperature Ta defined as,

Ta(r, z) =

∑
k a

2
kTd(ak, r, z)N(ak)∑

k a
2
kN(ak)

. (6.1)

the temperature profile of Ta is shown by the red solid line. All our single-grain models
uses Ta as the dust temperature. The dust temperature in the upper layers of the disk
strongly depends on the size. At the 100 au (Fig. 6.3), the temperature ranges from 21
K for the coldest grains to 65 K for the hottest ones. On the other hand, the temperature
range is much smaller in the mid-plane ( 7 K to 29 K). The vertical dust temperature
suggests that the disk is divided in two separate layers. The temperature profiles remain
grossly constant along the altitude above and below z ≈ 2 Hg. But we see a substantial
drop in grain temperature located around z = 2 Hg for all grain sizes. This change in
temperature is directly linked to the penetration of the UV flux, highlighted by the big
solid blue line in Fig. 6.3. Basically, this demonstrates that the disk is divided into an
optically thin layer (z > 2 Hg) and an optically thick layer (z < 2 Hg). See also Figure 4.3
(bottom-right panel), which clearly shows that this two-layer profile is valid throughout
the whole disk.

Figure 6.4b shows the dust temperature (red points) in the disk surface (4 Hg) at 100
au for the 16 sizes. Although the grain size generally increases with the grain temperature,
the smallest grains are not the hottest ones. Indeed, the temperature increases with size
for sizes in the range 0.007 µm to 0.1 µm, then decreases for sizes in range 0.32 µm to 15
µm, and increases again slightly for larger grains.

We can explain this behavior by looking at the blue points on the figure. 6.4b. They
show the ratios between the absorption cross-section for wavelengths at which the star
radiates (≈ 1 µm) and the absorption cross-section for wavelengths at which the dust
re-emits (≈ 20 µm) as a function of the grain size. The ratio of the absorbed to emitted
radiation clearly increases up to grain of sizes ≈ 0.1 µm, leading to higher grain temper-
ature, then decreases for larger grains up to 15 µm. The behavior is slightly reversed for
grain sizes > 15 µm.

6.3 Model description for chemistry

We want to compare the effect of various parameters on the chemistry evolution in disks.
In order to achieve this comparison, we decline our disk model described in the previous
chapters in ten different models. These models are presented in Table. 6.1. All models
have the same initial physical parameters as seen in Table. 4.2 but each one of them has
specificities related to the following four parameters: 1) the dust temperature, 2) the dust
size distribution, 3) the radiation field and 4) the B14’s H2 formation process.

The set is divided into two groups: a group using a single grain size distribution, called
the single-grain models and another group using the dust distribution as determined in
subsection 4.2.2, called the multi-grain models. The reason to operate this way is to allow
for a direct comparison of our multi-grain models to more classical ones using a single
grain size.



6.3. Model description for chemistry 125

10 20 30 40 50 60 70
T [K]

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

Tg

<Td>
Ta

G

101 102 103
G
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Figure 6.4: Left: Grain temperature in the disk mid-plane at all computed radii and for all 16
sizes. As expected, bigger grains are colder than smaller ones. We note, however, that the hottest
grains are those of size ≈ 0.1 µm. Right: Blue points: ratio of the absorption cross-sections for
wavelengths characteristic for stellar radiation (Cabs,1µm) and dust emission (Cabs,20µm). Red
points: dust temperature at r = 100 au and z = 4 Hg. The largest value of ratio is found for
grains of size ≈ 0.1 µm, explaining why these grains usually exhibit the largest temperature.

The UV excess originating from the CTTSs, given the strong wavelength-dependence
of photo-processes, inevitably affects the chemistry evolution in the disk. As we have
suggested in subsection 6.2.2, we adopt two regimes of radiation by using the spectrum
of two well-known CTTSs, a relatively high-UV emitting T Tauri star, TW Hydrae and
a relatively low emitting one, DM Tau. This is meant to give an indication of the effect
of different UV intensities on the chemistry. Models using the spectrum of TW Hydrae
are called HUV (high UV) while models using the Spectrum of DM Tau are called LUV.
Both FUV spectra are provided in the CTTS FUV spectra database1 [France et al., 2014].

It becomes necessary at this stage to make some important comments on the imple-
mentation of B14’s prescription in NAUTILUS (subsection 3.5.4). First, B14’s results
are calculated with a PDR code using a scaled-up ISRF field. In the situation of our
disk model, we will have to estimate the rates after penetration of the flux inside the disk
i.e. after extinction by dust and gas. Therefore, the G0 value is not only decreased but
the shape of the spectra is also changed (its hardness decreases...), which will affect the
results. It was not contemplated to run the same code as B14 to calculate appropriate
rates during the thesis. There is also no simple way to account for the effect of the extinc-
tion using these results. To limit the error and to maintain a reasonable approximation
on the rates we restrict the implementation of B14’s rate in the upper layers of the disk
(> 2.5 Hg) only, which is appropriate since this corresponds to the altitudes where the
effects of temperature and population fluctuation become substantial. Secondly, B14’s
calculations assumed a simple power-law size distribution from 1 to 300 nm composed
of only carbonaceous grains (amorphous carbon). Changing the dust population would

1https://cos.colorado.edu/~kevinf/ctts_fuvfield.html

https://cos.colorado.edu/~kevinf/ctts_fuvfield.html
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also require running the code. Again, running the code was not envisaged. However,
in NAUTILUS, since we restrict the computation of these rates at high altitudes and
that big grains (' 0.7 µm) are almost absent because of the settling factor, the grain
population is grossly similar to a simple power-law in about the same size distribution as
B14. Again, we remind the reader that the main goal of performing simulations of these
models is not to be as realistic as possible. In the following, we describe in more details
the various models we used, then we present the chemistry results of the simulations with
NAUTILUS.

6.3.1 Single-grain models

These models use a single grain population of size 0.1 µm throughout the whole disk.
Even though the dust scale height is defined by Equation 4.21, grains of this size virtu-
ally exhibit no settling so that these models are equivalent to non-settled dust models
(Wakelam+etal2016). Consequently, we can assume that the vertical density profile of
the dust follows that of the gas with a dust to gas mass ratio of ∼ 1/100 everywhere. In
the following, the term x in the model names denotes either H for high or L for low.

Model 1: xUV-LH-Tg: In this model, the dust temperature profile follows that of the
gas temperature Tg given by the solid black line in Figure 6.3, meaning that the dust
temperature Td is equal to Tg in the whole disk. Top right panel of Figure 4.3 is therefore
the dust temperature 2D distribution of this model. Depending on whether the stellar UV
field is high (HUV) of low (LUV), Model 1 is either called HUV-LH-Tg or LUV-LH-Tg.

Model 2: xUV-LH-Ta: This single-grain model is similar to Model 1 except for the
dust temperature. Model 2 uses the area-weighted dust temperature Ta given by Equa-
tion 6.1 (solide red line in Fig. 6.3). Bottom left panel of Figure 4.3 represents the dust
temperature 2D distribution of this model. As Ta is sgnificantly higher than Tg, we
expect molecular depletion to occur at lower altitudes than in Model 1.

Model 3: xUV-B14-Ta: This model is similar to Model 2 but in addition we add the
B14 treatment of the H2 formation rate. The expected result in this model is thus a
higher production of H2 in the PDRs layers than in Model 1 and 2.

6.3.2 Multi-grain models

As opposed to single-grain models, all the multi-grain models use the full dust distribu-
tion, consisting of the 16 grain sizes [0.007 µm, 651 µm]. Each grain population has a
specific surface temperature and settling factor. See subsection 4.2.2 for a full descrip-
tion. Each population is chemically active and takes into account the surface processes
described in Chapter. 3.
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Table 6.1: We compute a total of ten models. Six single-grain models, consisting of a single
grain size (0.1 µm) and four multi-grain models consisting of a full grain size and temperature
distribution. HUV stands for high UV field and LUV for low UV field. We write LH for the
classical treatment of the Langmuir-Hinshelwood mechanism and B14 when the formalism of
Bron et al. [2014a] is used. Tg means that the dust temperature equals to that of the gas, Ta
is the weighted-area dust temperature as defined by Equation. 6.1. Ti is the temperature of
ith grain population. M stands for multigrain model. For instance, the model M-HUV-B14 is a
multi-grain model computed using B14’s method with a high UV field.

bins sizes (µm) Td HUV LUV H2 formation

HUV-LH-Tg 1 0.1 Tg X LH

HUV-LH-Ta 1 0.1 Ta X LH

HUV-B14-Ta 1 0.1 Ta X B14

LUV-LH-Tg 1 0.1 Tg X LH

LUV-LH-Ta 1 0.1 Ta X LH

LUV-B14-Ta 1 0.1 Ta X B14

M-HUV-LH 16 [5.10−3 − 103] Tk {k=1...16} X LH

M-HUV-B14 16 [5.10−3 − 103] Tk {k=1...16} X B14

M-LUV-LH 16 [5.10−3 − 103] Tk {k=1...16} X LH

M-LUV-B14 16 [5.10−3 − 103] Tk {k=1...16} X B14

Model 4: M-xUV-LH: This multi-grain model uses the full dust size and temperature
distributions but does not consider the B14 prescription.

Model 5: M-xUV-B14: The B14 prescription is used in this model, as opposed to Model
4. This model, with grain growth, dust settling, a grain temperature and size distribution
and the H2 formation rate derived from B14 is our most sophisticated model.

6.3.3 Chemistry simulation setup

The chemical abundances in the disks are calculated using the time-dependent equation
embedded in NAUTILUS Section. 3.4. All our models 1) use the atomic initial abundances
as presented in Table. 6.2 to initiate chemical simulations 2) all the chemical output
are extracted after an integration time of 5.106 years 3) incorporate the same chemical
network and chemical processes described in Chapter. 3.

Important chemistry results are presented in Sections. 6.4, 6.5, 6.6 and 6.7. Most
results will be presented at the reference radius i.e. 100 au. The chemical abundances
are all given relatively to the number of hydrogen atoms (H + 2× H2).

6.3.4 Validation of photorates calculation in the models

To validate the calculation of photorates using the formalism of cross-section (described
in Chap. 5), we can estimate the probability of photo-dissociation of unshielded H2 under
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Table 6.2: Adopted elemental initial abundances relative to H.

Element abundance (relative to H) mass (amu)

H2 0.5 2.00
He 9.0(-2) 4.00
C 1.7(-4) 12.00
N 6.2(-5) 14.00
O 2.4(-4) 16.00
Si 8.0(-9) 28.00
S 8.0(-8) 32.00
Fe 3.0(-9) 56.00
Na 2.0(-9) 23.00
Mg 7.0(-9) 24.00
Cl 1.0(-9) 35.00
P 2.0(-10) 31.00
F 6.7(-9) 19.00

the interstellar radiation field and compare it with a reference value. Using the flux
given by POLARIS we find Kd0(H2) = 7.1 × 10−11 [s−1]. We choose to compare it with
the reference value given by Sternberg et al. [2014] equals to 5.8 × 10−11 [s−1]. We note
that the value given by the cross-section formalism is slightly larger than the value from
Sternberg et al. [2014] but both values are sufficiently similar to validate the photorates.

6.4 General dependence of chemistry on disk parame-
ters

We first discuss the global results of all models, in particular the global effects of the dust
temperatures, flux intensity and B14’s prescription.

6.4.1 Effect of the two flux regimes: HUV and LUV

Our disk models received two intensities of radiation fields (HUV and LUV). Table 6.3
and 6.4 show the vertically integrated column densities [cm−2] of hydrogen, molecular hy-
drogen and a set of simple observed molecules in disks (i.e. CO, CS, and CN). Comparing
the two tables reveals that, for a given species and a given model, 1) the column densities
all have the same order of magnitude whether the flux is high (HUV) of low (LUV) 2)
but the values are not exactly equal (e.g. n(CO) = 3.24×1017 in HUV-LH-Tg and n(CO)
= 4.11×1017 in LUV-LH-Tg). These small differences are directly related to the UV flux
intensity that affects differently the PDR regions of the disk whether the flux is high
or low. This can be seen by comparing Figures. A.1 with B.1 and A.2 with B.2, where
the most noticeable discrepancies between the profiles of a given species lies within the
range [3 Hg, 4 Hg], which grossly represents the PDRs layers of the disk. This is mostly
explained by the change in the location of the H/H2 transition. For instance, the H/H2

transition occurs at a higher altitude (z ≈ 3.5) in the case of M-LUV-LH than in the
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case of M-HUV-LH (z ≈ 3). Therefore, this change in transition impacts the chemistry.
Typically, we find more CO in all LUV models than in HUV because the shielding of H2 is
more efficient in LUV models, enabling more CO to be formed. We note that the column
density of CS is one order of magnitude larger in M-LUV-B14 than in M-HUV-B14.

We see that the effect of the different UV intensity is globally limited to the upper
layers of the disk. Indeed, once the UV flux is sufficiently attenuated deeper in the disk
to allow effective routes to H2 formation in both HUV and LUV regimes, the chemistry
in both cases becomes the same. Because of this limited impact of the flux, we assume
that most of the analysis of HUV models can be considered valid for the LUV ones. To
simplify the study, we will mainly focus the discussion on the HUV models and will refer
to the LUV models if required.

Table 6.3: Column densities [cm−2] of main molecules at 100 au for the HUV models. Last
three columns summarize the main properties of the model with respect to the H2 formation
and grains (% of grains, in sites, with a temperature above 20 K between 0 and 1.5 H and 1.5
and 2.5 H).

H H2 CO CS CN H2 formation 0 to 1.5 H 1.5 to 2.5 H

HUV-LH-Tg 1.48.1021 8.19.1022 3.24.1017 4.40.1012 3.79.1013 "cold" grains 0% 25%

HUV-LH-Ta 9.80.1021 7.78.1022 1.01.1018 3.38.1012 3.08.1012 more H 100% 100%

HUV-B14-Ta 3.20.1020 8.25.1022 1.46.1018 1.35.1011 1.34.1013 less H 100% 100%

M-HUV-LH 8.26.1021 7.86.1022 7.46.1016 6.69.1013 4.62.1013 more H 96% 99%

M-HUV-B14 1.32.1020 8.26.1022 9.02.1017 1.92.1014 3.49.1014 less H 96% 99%

Table 6.4: Column densities [cm−2] of main molecules at 100 au for the LUV models.

H H2 CO CS CN

LUV-LH-Tg 9.70.1020 8.22.1022 4.11.1017 2.34.1012 1.01.1013

LUV-HL-Ta 7.89.1021 7.87.1022 1.21.1018 3.75.1012 1.87.1012

LUV-B14-Ta 9.68.1019 8.26.1022 1.47.1018 2.96.1011 2.25.1013

M-LUV-LH 6.70.1021 7.93.1022 1.79.1017 3.55.1013 5.87.1013

M-LUV-B14 1.34.1019 8.27.1022 1.15.1018 1.32.1013 4.67.1013

6.4.2 Dust temperature dependence on the mid-plane chemistry

Unlike the PDR layers, the mid-plane chemistry is not dependent on the two regimes
of UV flux. Indeed, as mentioned in the previous section, the UV flux is sufficiently
attenuated in the HUV and LUV models for the chemistry to be similar in both cases.
Moreover, B14’s prescription is not triggered near the mid-plane since the dust tempera-
ture is low enough to efficiently form H2 via the usual LH mechanism in all models. As a
consequence, the only parameters (among the four) that should affect the chemistry is the



6.4. General dependence of chemistry on disk parameters 131

dust temperature and size distribution. This is demonstrated by the simulation results
which show that only the dust temperature and size distribution change the chemistry
from a model to another.

In the case of the single-grain models (see Figs. A.1 and B.1), all models using the same
grain temperature (Td = Tg or Ta), regardless of the flux regime, have the same vertical
profile at altitudes z < 1.5 Hg. Similarly, since all multi-grain models use the exact same
grain temperature and size distribution, they all exhibit the same vertical molecular
density profile at altitudes z < 1.5 Hg (for a given species) regardless of the incident flux
and the use of B14’s prescription. Figure 6.5 shows the example of carbon monoxide
CO in HUV multi-grain models. The solid red line denotes the altitude (z ≈ 1.5 Hg)
below which the vertical density profile is identical in all models. The main consequence
is that the difference in column density between the various models is the results of what
is occurring above this threshold altitude.

(a) M-HUV-LH (b) M-HUV-B14

Figure 6.5: Vertical profiles of CO at 100 au from the star of the HUV multi-grain models. The
solid line is the number density [cm−3] and the dashed line is the abundance relative to the total
number of H atoms. We see that under the altitude z ≈ 1.5 represented by the solid red line,
the profile of both models is the same. This is true for most other molecules (see Figs. A.1 and
A.2).

6.4.3 Effect of dust temperature and B14’s formalism on the up-
per layers

Effect of dust temperature Single-grain models are divided into "hot"-grain models
(Td = Ta, see HUV-LH-Ta and HUV-B14-Ta) and one "cold"-grain model (Td = Tg,
see HUV-LH-Tg). As expected, the shift in the H/H2 transition occurs closer to the
disk surface in HUV-LH-Tg than in the hot-grain models. The formation rate of H2 is
inversely related with the dust surface temperature so HUV-LH-Tg produces more H2

in the upper layers and the remaining amount of H is thus decreased. Indeed, the gas
temperature remains relatively low at every altitude so using Td = Tg implies a partially
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efficient formation of H2 even close to the disk surface. This is clearly demonstrated
by Figure 6.6 which shows the vertical profile of hydrogen at 100 au for the single-grain
models. We see that in HUV-LH-Ta the quantity of H remains important at low altitudes
because the dust temperature remains too high to efficiently produce H2 as compared with
HUV-LH-Tg. The multi-grain models (see Fig.A.2), on the other hand, all use the same
dust temperature distribution so there is no possible relevant comparison within these
models. But it appears clear that the H/H2 transition in M-HUV-LH (M-LUV-LH) is
very similar to the transition in HUV-LH-Ta (LUV-LH-Ta) (see middle and right panel
of Fig. 6.6). This similarity is mainly due to the dust settling prescribed in the multi-
grain models. Indeed, in these models, the "cold" grain populations are more settled
toward the mid-plane (because of their larger stopping time) and are mostly absent at
high altitudes, meaning that only the small ’hot’ grains (producing low amount of H2)
regulate the chemistry in the upper layers.
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Figure 6.6: Vertical profiles of hydrogen at 100 au from the star of two HUV single-grain models
(left and middle panels) and of the multi-grain model M-HUV-LH (right panel). The solid line
is the number density [cm−3] and the dashed line is the abundance relative to the total number
of H atoms.

Effect of B14’s prescription The models adopting the formalism of B14 produce, as
expected, more gas-phase H2 in the upper layers (z > 2.5 Hg) than the other models.
Figure 6.7 shows the vertical profile of H2 for the HUV multi-grain models. In M-HUV-
B14, we see that considering H2 formation rates that takes into account the fluctuations of
surface temperature and population produces a large amount of H2, so that the abundance
of H2 is near 0.5 at all altitudes, even in the PDR regions.

6.5 Global HUV model comparison of common ob-
served molecules: the case of CO, CS and CN

Tables. 6.3 and 6.4 reveal that there is no simple trend to extract from column densities.
In this section, we try to explore and to understand the influence of each model on the
formation of simple commonly observed molecules in disks. We consider the case of CO,
CS and CN and use Tables. 6.3 and 6.4 and Figures. A.1 and A.2 for the analysis.
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Figure 6.7: Vertical profiles of H2 at 100 au from the star of the HUV multi-grain models. The
solid line is the number density [cm−3] and the dashed line is the abundance relative to the total
number of H atoms.

6.5.1 Gas-phase CO

Before investigating the gas-phase CO, it is to be noted that 1) CO is formed in the gas-
phase 2) is sensitive to photodissociation and 3) has a small binding energy Ebind(CO)

= 1300 K [Minissale et al., 2016]. It is therefore not surprising that LUV-B14-Ta is
the model that produces the largest gas-phase CO column density as it combines a low
UV flux, a large column density of H2 produced using the B14’s formalism and that
shields CO from the UV flux and a high dust temperature everywhere which decreases
the efficiency of CO absorption on grains. Conversely, M-HUV-LH is the model that
produces the smallest CO column density. This model combines the HUV flux, more
penetration of the UV due to the dust settling and a low formation rate of H2. More
globally, 1) LUV models produce more CO than their HUV counterparts because CO is
less photodissociated in the upper layers 2) models using B14 produce more gas-phase
CO than their LH analogous because CO is more efficiently shielded by the large amount
of H2 in the upper layers of the B14 models 3 ) more significantly, the adsorption rates of
CO are more efficient in the "cold" single-grain model HUV-LH-Tg than in all the other
models since the dust temperature in HUV-LH-Tg (LUV-LH-Tg) is globally lower than
in the others. Thus HUV-LH-Tg and LUV-LH-Tg have a small column density of CO.

Single-grain VS multi-grain models: The flux penetration in multi-grain models is
slightly larger than in the single-grain models so CO is globally more photodissociated
in the upper layers of the multi-grain models than in the single ones. The depletion of
CO at z ≤ 1 Hg is less important in multi-grain models than in single-grain ones. The
reason is due to the dust temperature that is low enough in single-grain models for CO
to freeze-out while there is always a fraction of abundant small gains whose temperature
remains high enough to decrease the absorption efficiency of CO in multi-grain models.
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6.5.2 Gas-phase CN

In all our models, the major reactions that produce gas-phase CN in the upper layers
at 100 au are the following gas-phase bimolecular reactions: N + C2 → C + CN (69%)
and N + CH → H + CN (22%). Then, we also see that CH is mostly destroyed by
the reaction H + CH → C + H2, meaning that less H implies less available CH to form
CN. Or, said otherwise, more H2 implies more CN. Therefore, we have to investigate
parameters that affect the formation of H2 i.e. dust temperature and B14’s formalism.
In single-grain models, the trend is clear in the upper layers. Figure A.1 shows that CN
in HUV-LH-Tg becomes more abundant at high altitudes (3 - 4 Hg) than in HUV-LH-Ta

because HUV-LH-Tg produces H2 more efficiently. The effect is even more pronounced
by comparing HUV-LH-Tg with HUV-B14-Ta. We note that this effect is less obvious in
the multi-grain models (A.2).

Globally, Table. 6.3 shows that, increasing the dust temperature decreases the column
density of CN by one order of magnitude (see HUV-LH-Tg vs. HUV-LH-Ta) while forcing
the formation of H2 re-boosts the formation of H2 and therefore of CN (see HUV-LH-Ta

vs. HUV-B14-Ta and M-HUV-LH vs. M-HUV-B14).

6.5.3 Gas-phase CS

The major reactions that lead to the formation of gas-phase CS in the upper layers of all
models is a sequence of a bimolecular reaction and a dissociative recombination reaction:
H2 + CS+ → H + HCS+ and HCS+ + e− → H + CS. This sequence is dependent on the
presence of H2 so, as for CN, more H2 implies more CS. Moreover, the binding energy
of CS being relatively low (Ebind(CS) = 1900 K), CS will freeze out onto grain surface
at relatively high altitudes so that the gas-phase abundance of CS will results in the
competition between gas-phase production and the sticking rates.

Single-grain models In HUV-LH-Tg (LUV-LH-Tg), the grain temperature is low
enough to start producing a large amount of H2 at high altitudes, resulting in a broad
peak (between ∼ 2 to 3Hg). Then, below z = 2 Hg, CS starts to freeze out, explaining the
dramatic drop of CS density (Fig. A.1 (a)). In HUV-LH-Ta, on the other hand, the dust
temperature remains too high to effectively produce H2 above ∼ 2 Hg. Then, because of
the steep temperature slope around z = 2 Hg (see red line in Fig. 6.3), the CS density
dramatically increases before rapidly decreasing as dust temperature becomes low enough
for CS to freeze out. This results in the very narrow CS abundance peak at z ∼1.8Hg

in seen in Figure A.1 (b). In HUV-B14-Ta, the H2 formation in the upper layers is very
efficient because of the use of B14’s formalism so that CS abundance is two orders of
magnitude larger than in HUV-LH-Tg and HUV-LH-Ta in the disk surface (Fig.A.1 (c)).
However, since HUV-B14-Ta does not exhibit any peak around z = 2 Hg, the total CS
column density is smaller than in the other single-grain models.

Multi-grain models The chemical scheme is roughly the same as for the single-grain
models. However, we note important differences in CS vertical profile at z < 2 Hg,
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which is clearly highlighted by Table. 6.3 where the CS column density of the multi-grain
models is systematically larger than that of the single-grain ones. This larger CS column
density is due to the dust temperature distribution in the multi-grain models, where a
significant fraction of the grain surface areas remains too hot for CS to freeze out (all
grain populations on the right side of the red line in Fig. 6.3), even at low altitudes,
resulting in a larger quantity of gas-phase CS than in the single-grain models.

6.6 mid-plane chemistry

6.6.1 Reservoirs

We explore here the total atomic reservoirs of C, N and O both in the gas-phase and on
the grain surfaces in the mid-plane of the disk. All species that have been investigated
represent at least 0.5 % of the total quantity of carbon, nitrogen or oxygen. The results
are shown in Figure 6.8. We can decrease the space parameter of the study by using
the following simplifications. 1) As the relative importance between reservoirs is roughly
constant along the distance to the star, we study the reservoirs at the reference radius
only. 2) As previously discussed, the chemistry below z = 1.5H is unchanged from a
model to another under the same dust temperature. Therefore, it is sufficient to discuss
HUV-LH-Tg, HUV-LH-Ta and M-HUV-LH only.

Carbon-bearing species Figure 6.8 (top) shows that frozen CO2 is the main carrier
of carbon, both in HUV-LH-Ta and M-HUV-LH with 58.1% and 51.3% of elemental
carbon, respectively, while the quantity of CO2 is negligible relative to the other species
in HUV-LH-Tg. The reason is the dust temperature that is too high in these two models
to allow for a large quantity of hydrogen to successively hydrogenate the frozen atomic
oxygen to form water. Instead, the atomic oxygen easily diffuses on the surface and
the relatively high temperature allows to overcome the activation barrier to rapidly form
CO2 by reacting with the frozen CO. In HUV-LH-Tg, on the other hand, Figure 6.8 (top)
show that the main carrier of carbon is CH4 with 49.1%. Initially, just like in HUV-LH-Ta

and M-HUV-LH, CO easily freezes onto the grain surface. However, in HUV-LH-Tg, the
hydrogenation of CO is more efficient and CO is channeled to CH3OH through several
hydrogenation sequences. Then, the photo-dissociation of CH3OH leads to the formation
of CH4. The other main carrier of carbon is the complex organic species CH3OH, which
holds about 10% of total carbon.

Oxygen-bearing species Frozen CO2 is the main carrier of oxygen in HUV-LH-Ta and
M-HUV-LH with 82.0% and 72.5%, respectively (Fig. 6.8, bottom), for the exact same
reasons given above for the carbon-bearing species. In HUV-LH-Tg, on the other hand,
H2O is by far the largest carrier of oxygen with 76.4%. Again, in HUV-LH-Tg, the other
main carrier of oxygen is the complex organic species CH3OH, which also holds about
10% of total oxygen.
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Nitrogen-bearing species Nitrogen is mostly in the form of N2 in M-HUV-LH (67.8%)
and in HUV-LH-Tg (32.4%) (Fig. 6.8, middle) . Moreover, inside each model, the gas-
phase abundance of N2 is noticeably larger than the one of the other species. The reason
for that is a combined effect of the faster conversion of atomic nitrogen into N2 in the
gas-phase compared to the depletion of N and the high grain temperature that prevents
N2 from depleting onto the surfaces. Indeed, The binding energy of N2 (Eb(N2) = 1100K
on amorphous water ice surface) is smaller than most of the other molecules and slightly
smaller than that of CO [Minissale et al., 2016, Wakelam et al., 2017] so that N2 is
retained more efficiently in the gas. We note that, given the low dust temperature, the
gas-phase abundance of N2 in HUV-LH-Tg is the smallest of all models. In HUV-LH-Ta,
N2 is still the main carrier of nitrogen but remains in the gas-phase because of the large
dust temperatures. On the grains, NH3 is the main carrier of nitrogen with 42.7% of
the elemental nitrogen. Therefore N2 is expected to be the carrier of nitrogen in the
disk mid-plane but remains mostly in the gas-phase in hot grain models. The other main
carriers of nitrogen are HCN (29.2% in HUV-LH-Tg, 12.3% in HUV-LH-Ta) and CH2NH2

(22.9% in HUV-LH-Ta, 8.3% in HUV-LH-Tg).

Main conclusions In the mid-plane, disks composed of cold grains have their carbon
and oxygen reservoirs locked in CH4 and H2O, respectively, while disks composed of hot
grains have both their carbon and oxygen reservoirs locked in CO2. This demonstrates
here the major role of the grain temperature on the surface chemistry. As for the nitro-
gen, it appears more difficult to draw a conclusion on the reservoirs regarding the dust
temperature.

6.6.2 Surface chemistry

We further investigate the surface chemistry in the mid-plane of the same three models.
In particular, for the multi-grain models, we explore the grain size- and temperature-
dependence on the surface abundance of five molecules of particular interest i.e. CO,
CO2, CH4, H2S and NH3. The study is performed at three well-spaced radii: 30, 100 and
200 au. Figure 6.9 presents the surface abundance per total atomic hydrogen for various
molecules at the final stage of time evolution i.e. 5.106 yrs as a function of the grain
radius a and their temperature in the mid-plane of the disk. The crosses, the square
markers, and the round markers stand for the multi-grain model at 30 au, 100 au and
200 au respectively. The triangle pointing upward represents the surface abundance in
the single-grain model HUV-LH-Tg and the triangle pointing downward represents the
abundance in the model HUV-LH-Ta, both at 100 au.

6.6.2.1 Carbon- and oxygen-bearing molecules: CO, CO2 and CH4

As seen in subsection 6.5.1, CO is essentially formed in the gas-phase prior to being
adsorbed onto grain surfaces. The binding energy of CO is relatively small. Therefore,
given the dust temperature range (∼ 7 to 26 K) in the mid-plane, the abundance of sCO
will greatly depend on the dust temperature. 6.9 (top-left) shows the abundance of sCO
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Figure 6.8: Species that contains at least 0.5% of elemental carbon (top), nitrogen (middle) and
oxygen (bottom) in the mid-plane at 100 au: percentage of the carbon/nitrogen/oxygen locked
in the species as a function of the gas-phase species abundance.
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as a function of the grain size. We see an obvious separation around the grain size 1
µm at all radii. The thermal desorption rate is low on the large colder grains (size >
1 µm) so that CO remains locked on the mantle. Conversely, sCO can overcome the
desorption barrier and efficiently desorb on small hot grains (size < 1 µm), resulting
in small abundances of sCO on theses grains. Moreover, once on the surface, CO will
chemically react to form other molecules, in particular CO2.

Unlike CO, the binding energy of CO2 is quite high [Eb(CO2) = 2600 K Wakelam
et al., 2017] so that the abundance of sCO2 depends poorly on the dust temperature
in this range, which is clearly shown in Fig. 6.9 (top-right). Instead, it appears to be
inversely proportional to the grain size and exhibits a notable drop on grains of size > 10
µm at 200 au. This behavior can be explained by the following two effective formation
routes to sCO2:

sO + sCO→ sCO2 (EA = 1000K) (6.2)
sOH + sCO→ sCO2 + sH. (6.3)

These two routes are oxygenation reactions whose rate increases with temperature (in
the considered range). The surface temperature allows for oxygen to diffuse and react
with sCO or sH and form sOH. For Reaction. 6.2 to occur, the surface temperature must
be high enough to overcome the activation barrier. If the dust temperature is below a
threshold value, the reaction is not activated, explaining the drop in abundance on large
grains at 200 au (and further). Therefore, the outer disk should form slightly fewer CO2

ices than the inner disk (∼ 30 au). Overall, disks with colder grains will produce less
CO2 and more CH4 (see Sec. 6.6.1).

CH4 ice is mostly formed via the hydrogenation of sCH3. The efficiency of hydro-
genation reactions decreases with dust temperature, explaining why sCH4 abundances is
strongy anti-correlated with dust temperature in 6.9 (bottom-left). Icy CH3, on the other
hand, is formed via the following two sequences:

sCO + hν → sC + sO (6.4)
sH2 + sC→ sCH2 (6.5)

sH2 + sCH2 → sCH3 + sH (6.6)
sCH3 + sH→ sCH4 (6.7)

and

sCH3OH + hν → sOH + sCH3. (6.8)

Since both sequences require the presence of sCO (Methanol CH3OH is formed on the
surface via successive hydrogenations of sCO), CH4 ice is more likely to be found on
larger grains and in the outer disk.
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6.6.2.2 Sulfur-bearing molecules: the case of H2S

The hydrogen sulfide molecule H2S has been detected in multiple sources such as dense
cloud cores or cometary comae. Recently, Phuong et al. [2018] reported the first detection
of H2S in the cold and dense ring about the TTauri star GG Tau A. The low H2S column
densities observed in GG Tau A and in dense molecular clouds are assumed to be the
result of a strong sulfur depletion [Hudson and Gerakines, 2018, Phuong et al., 2018].

In our models, after the full integration time, we find that ∼ 99% of H2S is in the
form of ice and that icy H2S is mostly formed by successive hydrogenation of adsorbed S
or S-bearing complex molecules:

sS
sH−→ sHS

sH−→ sH2S (6.9)

sCH3SH
sH−→ sCH3 + H2S. (6.10)

We note that the channels to sCH3SH involve successive hydrogenations of sCS. Reaction
6.9 occurs on grains of all sizes while Reaction 6.10 is only found to be effective on the
cold grains.

As hydrogenation sequences are less effective on warm grain surfaces, Figure 6.9
(middle-right) shows a strong anti-correlation between sH2S abundance and grain tem-
perature observed at all radii (The smallest sH2S abundances are located on the hottest
grains while the largest abundances are found on the largest grains). Grains at 100 and
200 au exhibit roughly the same sH2S abundances while grains of size < 1 µm at 10 au
exhibit larger abundances than in 100 and 200 au because of higher collision rates in the
inner regions. The abundance of sH2S is approximately the same on grains of size > 10
µm at all radii (∼ 6 10−9).

6.6.2.3 Nitrogen-bearing molecules: the case of NH3

In the three investigated models, the main nitrogen-bearing ice species in the mid-plane
is NH3, followed by HCN, N2 and CN at all radii. The main formation pathway to
sNH3 is 1) the accretion of gas-phase atomic nitrogen N onto grain surfaces followed by
the successive hydrogenation of N [see Aikawa et al., 2015, Eistrup et al., 2018, Ruaud
and Gorti, 2019] 2) the accretion of gas-phase NH3. Hydrogenation reactions are more
efficient on cold grain surfaces. The accretion rate of NH3, given its high binding energy
(Eb(NH3) = 5500 K), does not depend on the dust temperature and is therefore more
effective on the grain populations that possess a large number density as this implies a
high collision rate.

The cold-grain model HUV-LH-Tg thus forms more sNH3 than HUV-LH-Ta because
the former has colder grains (see the triangles in Fig. 6.9, middle-left). For the multi-
grain models, the abundance of sNH3 is approximately inversely proportional to the
grain size in the range 0.007 µm to ∼ 1 µm at 30, 100 and 200 au from the star (see the
crosses, squares, and circles in Fig. 6.9, middle-left) because the accretion rate of NH3

is proportional to the grain surface area (the smaller grains have a larger surface area
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than the bigger ones). Beyond the size = 1 µm, the surface abundance remains roughly
constant at all sizes and at all radii as the grain temperature is low enough to allow for
efficient hydrogenation, although it is less noticeable at 30 au because grains are hotter
closer to the star.

As the disk evolves, a large quantity of nitrogen-bearing species on grain mantles are
transformed into complex molecules and new formation routes to NH3 become effective.
We note, for instance, the important destructive hydrogenation of sNH2CO,

sNH2CO
sH−→ sNH3 + sCO. (6.11)

6.7 In-depth investigations

6.7.1 Water

6.7.1.1 Introduction

Determining how, where and when water is formed in protoplanetary disks is critical if one
wants to understand the origin of water delivery to planetary surfaces. Water has com-
monly been observed around T Tauri stars, in particular spectral lines in the gas-phase
of the inner regions using near- and mid-infrared [Carr and Najita, 2008, Pontoppidan
et al., 2010] or far-infrared observations [Riviere-Marichalar et al., 2012]. However, icy
water in the outer disks is far more difficult to detect due to low excitation lines. It is
assumed [Dominik et al., 2005, Lecar et al., 2006, Podio et al., 2013, Du and Bergin,
2014] that water cannot exist in the form of ice on grain surfaces inside the snow-line (Td

∼ 150 K). In typical disks around T Tauri stars, the radial snow-line location is located
between a few to ten au from the star. As the innermost computed radius in our models
(30 au) is far beyond the radial snow-line, there will be no discussion on the radial water
snow-line location in the following.

6.7.1.2 Gas-phase

Three main parameters control water gas-phase abundance 1) photo-desorption via FUV
photons and cosmic rays 2) dust temperature and 3) chemical reactions in the gas-phase,
in particular via the following sequence

H2 + OH+ → H + H2O+ (6.12)
H2O+ + H2 → H + H3O+ (6.13)
H3O+ + e− → H + H2O. (6.14)

The sequence shows that H2 and OH+ are main precursors to H2O. Whether H2 or OH+

is the limiting factor is determined by this other sequence:
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Figure 6.9: Grain surface abundance per total atomic hydrogen for various molecules at the
final stage of integration i.e. 5.106 yrs as a function of the grain radius a in relation to the
grain temperatures. Cross markers stand for the multi-grain model at 30 au, the square markers
stand for the multi-grain model at 100 au and the round markers stand for 200 au. The triangles
pointing upward represent the surface abundance in the single-grain model HUV-LH-Tg (grains
of size 0.1 µm) and the triangle pointing downward represents the abundance in the single-grain
model HUV-LH-Ta, both at 100 au.
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H2 + CR→ H+
2 + e− (6.15)

H+
2 + H2 → H+

3 + H (6.16)
H+

3 + O→ OH+ + H2. (6.17)

These two sequences show that H2O formation depends on H2 and OH+ but the latter
also depends on H2. Therefore, this is the H2 abundance that sets the gas-phase formation
of water and accounts for the difference between the models (not cosmic-rays or OH+).
But the gas-phase formation of H2O represents only a small fraction of all H2O molecules
formed as most H2O are formed on grain surfaces. The abundance of gas-phase water is
thus mainly governed by both the formation rate of icy water and by the photo-desorption
rate (thermal-desorption is ineffective in most parts of the disk because the binding energy
of water is high). The formation rate depends on the grain temperature while the photo-
desorption rate depends on the FUV flux and cosmic-rays. The analysis of the results
herein (Figs. 6.10 and 6.11) shows that the dust temperature plays the major role in the
production of gas-phase water.

Single-grain models The vertical snow-line forms a clear boundary between high and
low gas-phase H2 abundance at z/r ∼ 0.15 (Figure 6.10) and we see that HUV-B14-Ta

produces the most distinct boundary of all three models. The snow-line corresponds
roughly to the abrupt drop in the UV flux as shown in Figure 4.3 (bottom-right panel).
The cold-grain model HUV-LH-Tg produces substantially more water in the upper layers
than the other single-grain models analogous. The reason is the low dust temperature that
increases the hydrogenation rates on the grain surfaces (same process as in section 6.6.1).
The photo-desorption rates are approximately equal in the three models (same flux) but
since HUV-LH-Tg produces a larger water abundance on grain surfaces the final gas-
phase abundance is much larger. It results in a column density of water about a factor
10 larger in HUV-LH-Tg than in the other two models. On the other hand, the B14’s
prescription increases only marginally the column density of gas-phase water.

Multi-grain models The vertical snow-line is far less apparent (Figure 6.11, top row,
middle and right column). Both models have approximately the same distribution of
abundance because they use the same dust temperature distribution. We notice, however,
that B14’s prescription in M-HUV-B14 produces marginally higher water abundance in
the upper layer of the disk than in M-HUV-LH, due to the gas-phase formation of water
via the two sequences presented above.

6.7.1.3 Water on icy grain mantles

Single-grain models The vertical snow-line is clearly defined in single-grain models
although we note the presence of a notable high-abundance band (Fig. 6.10, bottom-left)
following approximately z = 3 Hg in HUV-LH-Tg. This is due to the following activated
hydrogenation surface reaction:
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sH + sHOOH→ sH2O + sOH (EA = 1400K). (6.18)

Indeed, the band indicates the altitude at which the reaction is activated. Below the
band, the reaction is not activated and water ice is effectively photo-desorbed (see the
hole in Figs. 6.10, bottom-left) while above the band the photo-desorption rate is stronger
than the formation rate via Reaction 6.18. In the band location, the surface formation
rate slightly prevails over the photo-desorption rate, resulting in this sudden increase of
abundance. In HUV-LH-Ta, as the dust temperature is higher, Reaction 6.18 is activated
at lower altitudes, resulting in a larger high abundance band around z = 2 Hg and the
abundance hole is displaced to the outer disk below z = 2 Hg (Fig. 6.10, bottom-middle).
HUV-B14-Ta, on the other hand, does not exhibit such a peak in abundance because
B14’s prescription uses a large fraction of available surface hydrogen sH to produce H2.
This is the reason why this model exhibits the most distinct vertical snow-line.

Multi-grain models Reaction 6.18 is also effective in multi-grain models. Yet, the mul-
tiple dust temperatures implies that this reaction is activated in a much broader range
of altitudes. Then, the formation of sH2O via hydrogenation can be effective at higher
altitudes on cold medium- and large-sized grains so that the snow-line is located at a
higher altitude in both models (z ∼ 3 Hg)

Near the mid-plane In all models, water is found in the form of ice around the mid-
plane, where the desorption by UV flux and cosmic-rays is limited and where hydro-
genation is effective. For single-grain models, the width of the region where water is on
the icy mantles is larger in HUV-LH-Tg than in the two others because, again, the dust
temperature is smaller. As for the multi-grain models, Figure 6.9 (bottom-right) provides
a good insight on which grain population the formation of icy H2O is effective. We see
that the abundance is inversely proportional to the grain size at 30 au due to the large
binding energy of water. At 100 and 200 au, the abundance on big grains (> 0.1 µm)
remains large because the low grain temperature at these radii allows for more effective
hydrogenations.

6.7.2 Complex organic molecules (COMs)

6.7.2.1 Introduction

Simple organic molecules have been regularly detected over the last decades such as H2CO
[Dutrey et al., 1997, Aikawa et al., 2003, Öberg et al., 2011], HC3N [Chapillon et al., 2012],
CH3CN [Öberg et al., 2015] and CH3OH [Walsh et al., 2016]. In the following, we study
the production pathways to already observed Complex Organic Molecules (COM)s, in
particular the well-known methyl cyanide CH3CN and methanol CH3OH in the gas-phase
as well as on the grain mantles of our disk models.
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Figure 6.10: Water abundance in the gas-phase (top) and on the grain surfaces (bottom) of the
single-grain models. Left column shows the abundances in HUV-LH-Tg, middle in HUV-LH-Ta

and right one in HUV-B14-Ta. In the top row, the solid black lines show the dust temperature
iso-contours, in the bottom row they denote iso-contours of scale heights.
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Figure 6.11: Water abundance in the gas-phase (top) and on the grain surfaces (bottom). Left
column shows the abundances in HUV-LH-Tg and middle and right column in the multi-grain
models. In the top row, the solid black lines show the dust temperature iso-contours, in the
bottom row they denote iso-contours of scale heights.
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6.7.2.2 Methyl cyanide (CH3CN)

C-N bonded species are fundamental precursors for the synthesis of Glycine, an amino
acid [Goldman et al., 2010]. CH3CN has been observed for the first time in a disk by
Öberg et al. [2015], around the Herbig Ae star MWC 480 (Herbig objects are pre-main
sequence stars whose disk exhibits warmer temperatures and stronger UV flux than T
Tauri disks). We explore herein the CH3CN formation efficiency of the models.

CH3CN to HCN abundance ratio To compare our results with observations, we
discuss the vertically integrated abundance of CH3CN relative to HCN i.e. the ratio
CH3CN/HCN [Mumma and Charnley, 2011, Öberg et al., 2015]. The single-grain model
HUV-LH-Tg produces a ratio CH3CN/HCN of ∼ 14% between 100 and 140 au. As for
the other single-grain models HUV-LH-Ta and HUV-B14-Ta, they form not more than
1% in the same range of radii. On the other hand, the outer regions (200-250 au) of
these two models produce a ratio of up to 9%. It thus appears that disks with colder
grains produce a larger ratio than disks with warmer grains. In all multi-grain models,
there is a rather constant ratio along the radius, which never exceeds 1% and never goes
below 0.1%. We note that M-HUV-B14 produces slightly more CH3CN than M-HUV-LH.
Overall, the model HUV-LH-Tg (with the coldest grains overall) is the one that globally
produces the largest CH3CN/HCN ratio.

Gas-phase formation of CH3CN in the multi-grain models We discuss the formation
routes to gas-phase CH3CN, in particular in the upper regions of our multi-grain disks.
The main known pathways to the formation of CH3CN are 1) the reactions of HCN with
CH+

3 and 2) the photo-desorption of sCH3CN. We note that the thermal desorption rates
are very small since the binding energy of CH3CN [Eb(CH3CN) = 4680 K Wakelam et al.,
2017] is large enough to prevent the thermal desorption to occur. Results show that only
photo-desorption is effective in M-HUV-LH while the reaction HCN + CH+

3 → CH3CN is
very effective in M-HUV-B14. This is explained by the fact that the production of CH+

3

requires the presence of H2:

C+ H2−→ CH+
2

H2−→ H + CH+
3 (6.19)

and M-HUV-B14 forms more H2 in the upper layers. Figure 6.12 shows the vertical
abundance of CH3CN of M-HUV-LH (blue line) and M-HUV-B14 (ref line) at 100 au.
The difference in abundance between the upper layers of the two models is clearly visible
as the difference is nearly ∼ ten order of magnitude at z > 3 Hg. On the other hand, as
one would expect, the difference decreases from z = 2.5 Hg as one goes deeper in the disk
until both models finally produce the same amount of CH3CN below z = 2 Hg.

Surface chemistry in the mid-plane Figure 6.14 (bottom) shows the abundance of
CH3CN ices in the mid-plane relative to the grain size as a function of the radius after
5 × 106 years. It appears that most sCH3CN preferably remains on smaller grains (<
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Figure 6.12: Altitude above the mid-plane as a function of the abundance relative to H of CH3CN
at 100 au. Blue line shows the abundance produced by model M-HUV-LH, red line shows the
abundance produced by model M-HUV-B14. We see that the abundance decreases at z > 2
Hg in M-HUV-LH while M-HUV-B14 keeps a rather high abundance at high altitudes. This is
due to the available quantity of gas-phase H2 in M-HUV-B14, which enhances the production
of CH+

3 .
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0.317 µm). This can be explained by looking at the the two main reactions forming
sCH3CN, which are 1) the adsorption of gas-phase CH3CN and 2) the following bimolec-
ular reaction:

sCH3 + sCN→ sCH3CN. (6.20)

First, the binding energy of CH3CN is large so the ratio of the adsorption rate to the
desorption rate is simply larger on grains coming from a population with a large number
density. Secondly, the binding energy of the precursor CN is also quite large so it is
preferably found on small grains for the same reasons. CH3, despite a low binding energy,
will briefly stick and quickly react with sCN. Then, to a lesser extent, CH3CN can also
be formed on larger cold grain surfaces, but the photo-desorption rates are large enough
for CH3CN to be desorbed and to progressively seed small grains with time.

6.7.2.3 Methanol (CH3OH) and formaldehyde (H2CO)

CH3OH to H2CO abundance ratio we discuss the vertically integrated abundance of
CH3OH relative to H2CO (CH3OH/H2CO). In M-HUV-B14, after 106 years of integration,
the averaged ratio between 80 and 120 au is equal to 1.3. This appears to be consistent
with the observed ratio in TW Hydrae [Walsh et al., 2016, Carney et al., 2019]. In
M-HUV-LH, on the other hand, the averaged ratio is equal to 2.4 (about twice that of
M-HUV-B14). The difference can be explained by considering the main pathway to the
formation of gas-phase H2CO:

H2 + CH+
3 → CH5+ (6.21)

CH+
5 + e− → H + H + CH3/H2 + CH3 (6.22)

O + CH3 → H + H2CO. (6.23)

Indeed, the sequence shows that H2 is a key element in the formation process of H2CO.
As H2 is more abundant in M-HUV-B14, H2CO is thus more abundant in this model than
in M-HUV-LH.

Gas-phase CH3OH in the multi-grain models The organic molecule CH3OH is mainly
formed via successive hydrogenation of adsorbed CO on the grain surfaces. Figure 6.13
shows the vertical abundance of CH3OH of M-HUV-LH (blue line) and M-HUV-B14 (ref
line) at 100 au. The vertical profile of gas-phase CH3OH is divided into two layers in both
models. In the upper layer (z > 2 Hg), we see that M-HUV-B14 forms more CH3OH than
M-HUV-LH. This is due to the more efficient shielding generated by the large amount of
H2 formed via B14’s prescription, which allows for more CO to be formed. In the bottom
layer (z < 2 Hg), as expected, both models produce the same vertical profile. The two
layers are separated by an abrupt drop in abundance at ∼ 2 Hg. This corresponds to the
dust temperature transition (Fig. 6.3). The lower layer (< 2 H) contains most of CH3OH
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column density, which is consistent with the fact that CO is more depleted in this region
and thus more abundant on the grain surfaces.
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Figure 6.13: Altitude above the mid-plane as a function of the abundance relative to H of
CH3OH at 100 au. Blue line shows the abundance produced by model M-HUV-LH, red line
shows the abundance produced by model M-HUV-B14. We see that the abundance decreases at
z > 2 Hg in both models, although M-HUV-B14 maintains a larger abundance than M-HUV-LH
above 2 Hg.

Grain size dependence on surface chemistry Let us explore the grain size-dependence
on the formation of icy CH3OH. Figure 6.14 gives a set of maps of ice abundance in the
mid-plane with grain sizes as a function of the computed radii. Top left panel is the
grain temperature which allows to analyse the surface abundance in view of the surface
temperature. We remind that these results are the same for all multi-grain models. On
icy mantles, both sH2CO and sCH3OH are formed via the same hydrogenation sequence:

sCO
H−→ sHCO

H−→ sH2CO
H−→ sCH3O

H−→ sCH3OH. (6.24)

However, we note that H2CO is also mainly formed in the gas-phase. As seen in Fig-
ure 6.14 (top right), CO tends to be efficiently adsorbed onto cold surfaces. The map of
H2CO (bottom left) grossly follows the same distribution although the trend is globally
less pronounced. CH3OH, on the other hand, exhibits a totally different distribution and
tend to concentrate on small grain surfaces (bottom right). The main reason comes from
the fact that the binding energy increases as the molecules become more complex [e.g.,
Eb(CO) ∼1200 K, Eb(H2CO) ∼3200 K, Eb(CH3OH) ∼5500 K Minissale et al., 2016, No-
ble et al., 2012, Collings et al., 2004] and that the hydrogenation of H2CO (which leads
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to CH3OH) has an activation barrier and cannot efficiently occur on cold grain surfaces.

Figure 6.14: multi-grain models: Maps of ice abundance in the mid-plane, with grain sizes as
a function of the radius. Top left panel is the grain temperature in the disk mid-plane at all
computed radii and for all 16 sizes. As expected, bigger grains are colder than smaller ones. We
note, however, that the hottest grains are those of size ≈ 0.1 µm.We see that the hottest region
is located at around 60 au from the star on grains of size 0.148 µm.
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7.1 In hindsight

When I began my PhD thesis in 2017, a postdoctoral researcher in the group, Wasim
Iqbal, was finalizing the development of the multi-grain version of NAUTILUS. In the
meantime, a PhD student working in the Institute for Theoretical Physics and Astro-
physics at Kiel, Julia Kobus, started working on protoplanetary disks using the 3D ra-
diative transfer Monte-Carlo code POLARIS in the group of Sebastian Wolf. These two
distinct events, when brought together, allowed to mark the originality of this project.
The work presented in this thesis is then an association of efforts coming from many
people, which enabled me to play, and sometimes mess around, with different tools with
the goal to find out a little more about protoplanetary disks.

The study of protoplanetary disks (and, in fact, the study of most astrophysical ob-
jects) is distinguished by the fact that it requires skills from many different topics of
physics and chemistry (hydrodynamics, quantum mechanics, radiative transfer, thermo-
dynamics, radioastronomy, optics, kinetic chemistry, organic chemistry, and so on). This
multidisciplinary is what makes studying the topic both interesting and challenging. It
also reminds us that astrophysics is necessarily a social discipline, since it cannot be per-
formed by isolated individuals. I was happy to modestly contribute, during this thesis,
in the collective effort that seeks to understand the origin of planetary systems.

I present in the next section a short summary of the thesis. The various subsections
are roughly introduced in the chronological order of the thesis work. Then, I introduce a
few possible directions that can be pursued from the present work.

7.2 The thesis in a nutshell

7.2.1 Disk modelling using multiple grain sizes

We built new chemical models of protoplanetary disks that consistently account for the
effect of grain sizes on the dust temperature, the UV penetration and, consequently, on
the chemistry. We tested the novel method in the case of a typical disk around a T Tauri
star using parameters derived from the Flying Saucer observations with 16 grain sizes
(Chapter. 4).

7.2.2 The Nautilus Multi Grain Code (NMGC)

A large fraction of my work was dedicated to using the NMGC in this context of pro-
toplanetary disks, which was not done before. The task was quite challenging due to
different aspects. The first aspect was computation. Indeed, while the single-grain ver-
sion of NAUTILUS requires about 13 hours in cpu-time to fully compute one disk model,
the NMGC using 16 bins requires nearly 520 hours in cpu-time on a regular laptop
machine (2.3 GHz Intel Core i7). It appeared necessary to use more sophisticated com-
putation methods such as the use of supercomputers and parallelization. The second
aspect was the development and the implementation in NAUTILUS of a more refined
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way of computing the self and mutual shielding of molecules, which consisted in using
the frequency-dependent photo-process molecular cross-sections extracted from the Lei-
den database (Chapter. 5). The update of the KIDA database, that sets the reaction rates
in the code, was also part of the work performed for NAUTILUS1 and will continue to
be part of my job in the future. The third aspect was the need to implement in the code
the B14 H2 formation rates in the PDR-like regions of the disk (Chapter. 3). Retrieving
the H2 formation rates was rather tricky as it implied to make the proper approxima-
tions. Moreover, interpolating required to use analytical polylogarithmic functions (see
Appendix C) to fit the formation rates.

7.2.3 H2 formation rates in the PDR regions

By comparing the first multi-grain simulation results with single-grain models, we iden-
tified the H2 formation rates via the Langmuir-Hinshelwood mechanism as inefficient for
a grain size distribution and the amount of H2 as critical for the chemistry of the upper
layers. We therefore decided to implement in the chemistry code the parametric method
of B14, who prescribes a stochastic formation rates taking into account the fluctuation of
temperature and surface population for the distribution of small grains (∼ 5 nm to 300
nm). Using this prescription appeared to be more appropriate to produce enough H2 in
the upper layers.

7.2.4 Radiative transfer simulation results

Julia Kobus and I worked closely and meticulously together in order to make sure both
sides would produce perfectly consistent results from our respective multi-grain disk mod-
els. The radiative transfer simulations provided a local UV intensity Id(r, z) properly
attenuated by the multiple grain populations within the disk and, accordingly, a full
size-independent dust temperature Td(ak, r, z). The key results are as follows:

• The extinction of the UV flux by the grain size distribution resulted in a three-
layer disk, an optically thin upper layer (z > 2 Hg), an optically thick layer (z <
2 Hg), and a transition layer corresponding to the molecular layer of the disk.See
Figure 6.3.

• The grain vertical temperature profiles were impacted accordingly: the upper layer
exhibits constant high grain temperatures while the lower layer exhibits constant
small grain temperatures. Between the two, the dust temperatures exhibit large
variation from higher to lower temperatures (Chapter. 6).

• Fewer grain bins would have account for the same chemical results (see Figure 6.4) so
that the number of sizes could have been divided by two, reducing the computation
time by 50.

1This work was not introduced in the thesis. Indeed, although it required a few coding skills and a few hours of
work, I believed that this was part of a necessary side work needed to achieve the thesis, and that its presentation
was mostly irrelevant for the reader’s comprehension.
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7.2.5 Main chemistry results of our Flying Saucer disk models

Our results show that the chemistry of protoplanetary disks cannot be properly repro-
duced by using a single grain size, multiple grain sizes appear necessary to represent the
chemistry of protoplanetary. The key chemistry results of the thesis, in no particular
order of importance, can be summarized as follows:

• For an optically thick disk, the intensity of the stellar UV flux (in the case of T
Tauri stars) has very little effects on the disk mid-plane chemistry. The chemical
material delivery to planetary embryos should not be different from a T Tauri disk
to another. This may not be the case in optically thin disk (in particular around
Herbig stars).

• A consequence of the previous point is that the chemistry in the mid-plane is mostly
regulated by the dust temperature. This explains why two different models using
the same grain temperature exhibit the same chemistry (z < 1.5 Hg) while a model
using another dust temperature will exhibit a different chemistry.

• The formation of H2 in the upper layers of disks that possess a low dust temperature
(T / 50 K) is more effective than in disks with a higher dust temperature. The
H/H2 transition is dependent on the dust temperature. The colder the grains the
closer to the surface the transition occurs.

• A low UV flux penetration and/or a large shielding by H2 combined with rela-
tively hot grains will produce a large gas-phase CO column density. This has to be
compared with ALMA observations.

• The oxygen and carbon reservoirs of colder dust disks will be mainly locked in sCH4

and sH2O, respectively, while both these reservoirs will be locked in sCO2 in hotter
dust disks.

• Analogously to the previous point, the small grains in the inner disk form more icy
CO2 than larger grains in the outer disk. Conversely, CH4 is more likely to be found
on larger grains in the outer disk.

• The location of the water vertical snowline depends on the balance between the UV
penetration and the dust temperature. Indeed, water is formed on sufficiently cold
grains and are then photo-desorbed by the UV flux. But, if the UV penetration is too
high, the grains become too warm to witness water formation so the water gas-phase
abundance is low. If the UV penetration is moderate, water is effectively formed
and photo-desorbed. Then, if the UV penetration is too low, water is effectively
formed but is not photo-desorbed anymore, this is where the snowline appears.

• In our models, H2 also appears to be important to form complex molecules, such as
H2CO or CH3OH, in the disk upper layers.

• In the mid-plane, both sCH3OH and sCH3CN are preferably locked on the small
abundant grains rather than the larger grains. More generally, icy molecules with
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high binding energy will be more likely to be found on the smaller grains than on
the larger ones.

7.3 Future perspectives

7.3.1 Comparison with the Flying Saucer

The most direct and obvious observational perspective is the comparison with the Flying
Saucer. Dutrey et al. [2017] observed the vertical and radial distribution of CO and
CS in the Flying Saucer. Figure 7.1 shows the median tomographically reconstructed
distribution (TRD) of CO and CS (color) with H2 density and scale height contours
(black). The CO emission is observed at 1-3 scale heights while the CS emission peaks is
confined at around 1 scale height.

To compare these results with the models we want to highlight the difference in
location of CO and CS. Figure 7.2 illustrates 2D maps of CO (red) and CS (green)
where 90 % of the mass is located. The peak of abundance at all radii is represented by
the dotted lines. Figure 7.2a shows the case of a single-grain model (HUV-B14-Ta) and
Figure 7.2b shows the case of a multi-grain model (M-HUV-B14). The figure indicates
that CS appears to be above CO in single-grain models while CO is above CS in multi-
grain models. The configuration in the multi-grain models looks more consistent with
the observations. This, of course, represents a preliminary work but looks promising and
demands further investigation.

7.3.2 The case of optically thin disks

The disk parameters imply a vertically integrated dust to gas mass ratio of 1/100, which
is directly inherited from the observed ratio in the ISM. This basically produces an
optically thick disk, where, as we have seen in Chap. 6, the UV flux penetration in the
mid-plane is greatly attenuated whether the flux is high (HUV) or low (LUV). In such
disks, the chemistry in the mid-plane is almost not impacted by the T Tauri UV flux.
A direct follow-up of this work will be to perform the same simulations in the case of
an optically thin disk, consisting, for instance, in a dust to gas mass ratio of 1/1000 and
where changing the stellar radiation field would affect the mid-plane dust temperature,
the chemistry routes and, consequently, the composition of planetary embryos.

I show a comparison between the vertical profile of CO at 100 au of the optically thick
models presented in this thesis (Fig.7.3a) and of a new optically thin model (Fig.7.3b).
We notice that the abundance of CO is increased by more than one order of magnitude
in the mid-plane in the case of the optically thin model. This is something expected as
the collision rate is reduced by a factor of ten. CO is therefore ten times more likely
to remain in the gas-phase. However, as the difference is more than a factor of ten, we
may also suspect that the photo-desorption rate is larger since there is a larger UV flux
penetration in the optically thin disk. This work still requires more analysis and will be
further investigated in the future.
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Figure 7.1: CO and CS median tomographically reconstructed distribution (TRD) against a
standard disk model corresponding to the Table.2 in Dutrey et al. [2017]. (a) CO TRD (color)
with H2 density in black contours. (b) CO TRD with the scale height from 1 to 4 scale in black
contours. (c) and (d) as (a) and (b) but for CS.
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Figure 7.2: 2D maps of CO (red) and CS (green) where 90 % of the mass is located. The peak
of abundance at all radii is represented by the dotted lines. (a): the case of the single-grain
model HUV-B14-Ta. (b): the case of the multi-grain model M-HUV-B14.
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Figure 7.3: Vertical profile of CO number density (solid line) and CO abundance (dotted line).
(a): classical optically thick model (dust-to-gas-mass ratio = 1/100). (b): optically thin model
(dust-to-gas-mass ratio = 1/1000).
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High UV (HUV) flux

A.1 Vertical profiles of abundance and density at 100
au
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Figure A.1: Vertical profiles of H, H2, CO, CS and CN at 100 au from the star of the HUV
single-grain models. The dotted line is the abundance relative to H and the solid line is the
density [cm−3].
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Figure A.2: Vertical profiles of H, H2, CO, CS and CN at 100 au from the star of the HUV
single-grain model HUV-LH-Tg on the left column, and multi-grain models on middle and right
columns. The dotted line is the abundance relative to H and the solid line is the density [cm−3].
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Figure A.3: Density [cm−3 ] of H2, CO, CS and CN in the gas-phase of the single-grain models
in HUV regime. Left column is the HUV-LH-Tg models, middle one is HUV-LH-Ta and right
one is HUV-B14-Ta.
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Figure A.4: Density [cm−3 ] of H2, CO, CS and CN in the gas-phase of HUV-LH-Tg (left column)
and of the multi-grain models in HUV regime.
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Figure B.1: Vertical profiles of H, H2, CO, CS and CN at 100 au from the star of the LUV
single-grain models. The dotted line is the abundance relative to H and the solid line is the
density [cm−3].
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Figure B.2: Vertical profiles of H, H2, CO, CS and CN at 100 au from the star of the LUV
single-grain model HUV-LH-Tg on the left column, and multi-grain models on middle and right
columns. The dotted line is the abundance relative to H and the solid line is the density [cm−3].
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Figure B.3: Density [cm−3 ] of H2, CO, CS and CN in the gas-phase of the single-grain models
in LUV regime. Left column is the HUV-LH-Tg models, middle one is HUV-LH-Ta and right
one is HUV-B14-Ta.



Appendix C

Fitting B14’s H2 formation rate curves

C.1 Reproduction of the detailed calculation in a note-
book



details

April 6, 2020

In [2]: import numpy as np
import pandas as pd

import matplotlib as mpl
import matplotlib.pyplot as plt
import matplotlib.patches as mpatches
from matplotlib import rcParams
rcParams['font.family'] = 'sans-serif'
rcParams['font.sans-serif'] = ['Tahoma']
pd.set_option('display.float_format', '{:.5e}'.format)

0.1 1) IMPORT EMERIC’S DATA

0.1.1 columns:

- G0: radiation in unit of reference.

- Rf1, Rf2, Rf3, Rf4: formation rates for 4 different values of density (100, 102, 104, 106) with full compu-
tation

- Rnof1, Rnof2, Rnof3, Rnof4: formation rates with equilibrium rate equation. (won’t be used here)

In [3]: #------ PROCESS DATA ------
# name of columns
name = ['G0', 'Rf1', 'Rf2', 'Rf3', 'Rf4', 'Rnof1', 'Rnof2', 'Rnof3', 'Rnof4']
#extract data
fig6 = pd.read_table('fig6.dat', sep=" ", comment='#', header=None)
#name the column
fig6.columns = name
#take a look
print(fig6)

G0 Rf1 Rf2 Rf3 Rf4 Rnof1 \
0 6.85809e-01 1.66385e-19 1.38545e-17 9.38084e-17 1.21371e-16 1.00917e-26
1 2.07912e+00 1.06726e-19 9.32349e-18 8.13432e-17 1.09842e-16 2.51379e-27
2 6.49126e+00 4.44985e-20 4.12677e-18 5.79388e-17 8.66831e-17 2.47124e-28
3 2.04243e+01 1.20147e-20 1.16280e-18 3.03514e-17 5.53411e-17 6.93762e-30
4 6.45458e+01 2.40317e-21 2.37371e-19 1.10893e-17 2.81101e-17 1.16572e-31
5 2.03877e+02 4.04461e-22 4.02695e-20 2.82860e-18 1.20172e-17 2.75242e-33
6 6.45091e+02 5.92033e-23 5.91143e-21 5.14627e-19 4.44063e-18 1.27487e-34
7 2.03840e+03 7.29342e-24 7.28971e-22 6.93872e-20 1.32061e-18 1.20733e-35
8 6.45054e+03 6.76252e-25 6.76138e-23 6.64927e-21 2.60143e-19 2.14067e-36

Rnof2 Rnof3 Rnof4
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0 1.00917e-24 1.00916e-22 1.00789e-20
1 2.51381e-25 2.51379e-23 2.51199e-21
2 2.47125e-26 2.47125e-24 2.47103e-22
3 6.93776e-28 6.93777e-26 6.93775e-24
4 1.16569e-29 1.16571e-27 1.16572e-25
5 2.75242e-31 2.75240e-29 2.75240e-27
6 1.27487e-32 1.27487e-30 1.27485e-28
7 1.20733e-33 1.20733e-31 1.20728e-29
8 2.14066e-34 2.14067e-32 2.14066e-30

0.1.2 We have 8 points in the data which gives the following figure (figure 6 in B14):

In [4]: #PLOT FIGURE 6
fig_6 = plt.figure(figsize=(9.6, 7.2))
ax = fig_6.add_subplot(111)
rf1 = ax.loglog(fig6['G0'], fig6['Rf1'], lw=2, ls='-', c="red", label="$n_H = 10^0cm^{-3}$")
rf2 = ax.loglog(fig6['G0'], fig6['Rf2'], lw=2, ls='-', c="green",label="$n_H = 10^2cm^{-3}$")
rf3 = ax.loglog(fig6['G0'], fig6['Rf3'], lw=2, ls='-', c="blue",label="$n_H = 10^4cm^{-3}$")
rf4 = ax.loglog(fig6['G0'], fig6['Rf4'], lw=2, ls='-', c="purple",label="$n_H = 10^6cm^{-3}$")
lns = rf1 + rf2 + rf3 + rf4
labs = [l.get_label() for l in lns]
ax.legend(lns, labs, loc=0, fontsize=18)

ax.set_xlabel('$G_0$', fontsize = 17)
ax.set_ylabel('$R_f$ [$cm^{-3}.s^{-1}$]', fontsize = 17)
plt.title('figure 1 - Emerics data', fontsize=18)
ax.set_xlim(7e-1,9e3)
ax.set_ylim(2e-26, 3e-16)
ax.tick_params(labelsize=15)
plt.show()
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0.1.3 --> nH , as defined in B14, is the total number of protons in cm−3. The figure shows the formation
rate as a function of the radiation, for different values of nH , at 100 K.

0.2 2) HOW TO ESTIMATE THE RATES FOR A GIVEN GAS DENSITY AND GAS
TEMPERATURE

0.2.1 --> Emeric’s method: Find the equivalent number density neq by scaling-up in temperature and
density. For a given gas density n0 and a given gas temperature T0, we should take in Emeric’s
data (interpolate) the value corresponding to:

0.3 neq = n0

√
T0

100K
s(T0)

s(100K) (1)

0.3.1 where s(T0) is the sticking coefficient:

0.4 s(T0) =
1

1+
(

T0
T2

)β (2)

0.4.1 where T2 = 464K and β = 1.5 (B14, Sternberg & Dalgarno (1995).)

0.4.2 Therefore, we use equation (1) to get the equivalent density using the density of protons and gas
temperature at given coordinates (r, z) in NAUTILUS.

0.4.3 Examples of equivalent density by choosing temperature and density:

In [5]: def n_eq(n_0, T_0, S_T0, S_100): #EQUATION (1)
return n_0*np.sqrt(T_0/100)*(S_T0/S_100)
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S_100 = 1/(1 + (100/464)**1.5) #EQUATION (2)

#250AU from the star at z = 4H: smallest density in high radiation
T_small = 3.46572E+01 #choose a gas temperature
n_small = 3.67566E+05 #choose a gas density (number of protons)
S_Tsmall = 1/(1 + (T_small/464)**1.5) #EQUATION (2)

#30AU from the star at z = 4H: big density but also high radiation.
T_high = 7.98777E+01 #choose a gas temperature
n_high = 1.26986E+08 #choose a gas density (number of protons)
S_Thigh = 1/(1 + (T_high/464)**1.5) #EQUATION (2)

n_eq_small = n_eq(n_small, T_small, S_Tsmall, S_100)
n_eq_high = n_eq(n_high, T_high, S_Thigh, S_100)

print('smallest value of density in our model (250AU, 4H): %.3e cm^-3' %n_eq_small)
print('high density in high radiation field (30AU, 4H): %.3e cm^-3' %n_eq_high)

smallest value of density in our model (250AU, 4H): 2.333e+05 cmˆ-3
high density in high radiation field (30AU, 4H): 1.165e+08 cmˆ-3

0.5 3) FITTING EMERIC’S CURVES

0.5.1 A) FIRST STEP:

0.5.2 Get the value of the maximum rate formation for any nH . Let’s plot the values of the max forma-
tion rate R f ,max using Emeric’s data. In other words, the value of the rate at smallest radiation as a
function of the density:

In [6]: #----raw data
rf1 = fig6['Rf1'].loc[0] #first value in the column for a density of 10^0.
rf2 = fig6['Rf2'].loc[0]
rf3 = fig6['Rf3'].loc[0]
rf4 = fig6['Rf4'].loc[0]
x_raw = [1.00e0, 1.00e2, 1.00e4, 1.00e6] #densities
y_raw = [rf1, rf2, rf3, rf4]

#----plot
fig_neq = plt.figure(figsize=(9.6, 7.2))
ax = fig_neq.add_subplot(111)
ax.set_xlabel('$n_H$ [$cm^{-3}$]', fontsize = 17)
ax.set_ylabel('$R_{f,max}$ [$cm^{-3}.s^{-1}$]', fontsize = 17)
ax.loglog(x_raw, y_raw, lw=2, ls='-.', marker='o', c="red", label="Original data")
ax.set_xlim(5e-1,1e10)
ax.legend(loc=0, fontsize=18)
ax.tick_params(labelsize=15)
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0.5.3 we use the following equation to fit this curve:

0.6 R f ,max(nH) = a(0) + ∑8
i=1 a(i)log(nH)

i (3)

0.6.1 computed using the fitting algorithm of polyfit from Numpy library. The coefficients are:

a(8) = −4.22721562.10−7

a(7) = 1.36421392.10−5

a(6) = −9.77585488.10−5

a(5) = −1.38199458.10−3

a(4) = 2.71155186.10−2

a(3) = −1.62166137.10−1

a(2) = 2.70415877.10−1

a(1) = 8.65799199.10−1

a(0) = −1.87663716.101

0.6.2 which gives:

In [8]: #----plot
def rf_max(x): #---> fit used in NAUTILUS
return - 4.22721562e-07*np.log10(x)**8 + 1.36421392e-05*np.log10(x)**7 \

- 9.77585488e-05*np.log10(x)**6 - 1.38199458e-03*np.log10(x)**5 \
+ 2.71155186e-02*np.log10(x)**4 - 1.62166137e-01*np.log10(x)**3 \
+ 2.70415877e-01*np.log10(x)**2 + 8.65799199e-01*np.log10(x) \
- 1.87663716e+01
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density_log = np.logspace(0, 11, 100) #density in log scale

fig_neq = plt.figure(figsize=(9.6, 7.2))
ax = fig_neq.add_subplot(111)
ax.set_xlabel('$n_H$ [$cm^{-3}$]', fontsize = 17)
ax.set_ylabel('$R_{f,max}$ [$cm^{-3}.s^{-1}$]', fontsize = 17)
ax.loglog(x_raw, y_raw, lw=2, ls='-.', marker='o', c="red", label="Original data")
ax.loglog(density_log, 10**rf_max(density_log), label="fitted data")
ax.legend(loc=0, fontsize=18)
ax.set_xlim(5e-1,1e10)
ax.tick_params(labelsize=15)
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0.6.3 Thus, we have the interpolated value of the rates at smallest radiation for any given density in
the following range: [100 cm−3, 1011 cm−3]

0.6.4 B) SECOND STEP:

0.6.5 Now comes the tricky part of how to interpolate the value for high radiation. We observe an
asymptotic behavior at high radiation, but we also see a saturation in high densities. In any case,
the fit must be dependent on the density. We use the following equation:

0.7 Q(G, nH) = R f ,max(nH) + ∑3
k=1

(
b(k)

nβ
H(k)

)
log(G)k (4)

0.8 R f (G, nH) = 10Q(G,nH) (5)

0.8.1 R f ,max(nH) is the value of the formation rate at minimum G as defined by equation (3), G is
the radiation field in reference units, nH is the number density of protons, b(k) and β(k) are
coefficients.

0.8.2 the values of the coefficients are:

b(3) = 0.02165607
b(2) = −0.5315985
b(1) = −0.24083058

β(3) = 0.5
β(2) = −0.085
β(1) = −0.09

In [28]: #--density---
n_eq = 1e6 #choose equivalent density you want in cm^{-3}.
#------------

#--create radiation array in log scale from ---
G0_raw = fig6['G0']
G0 = np.logspace(np.log10(min(G0_raw)), np.log10(max(G0_raw)), 100)
#----------------------------------

#---fit curve
def Q(x, a3, a2, a1, rfmax, neq):
return (a3/neq**0.5)*np.log10(x)**3 + (a2/neq**0.085)*np.log10(x)**2 +\

(a1/neq**0.09)*np.log10(x) + rfmax

fit_0 = 10**Q(G0, 0.02165607, -0.5315985, -0.24083058, rf_max(1e0), 1e0)
fit_4 = 10**Q(G0, 0.02165607, -0.5315985, -0.24083058, rf_max(1e4), 1e4)
fit_6 = 10**Q(G0, 0.02165607, -0.5315985, -0.24083058, rf_max(n_eq), n_eq)
fit_8 = 10**Q(G0, 0.02165607, -0.5315985, -0.24083058, rf_max(1e8), 1e8)
fit_10 = 10**Q(G0, 0.02165607, -0.5315985, -0.24083058, rf_max(1e10), 1e10)
#-----------

#---PLOT
fig = plt.figure(figsize=(9.6, 7.2))
ax = fig.add_subplot(111)
ax.set_xlabel('$G$', fontsize = 17)
ax.set_ylabel('$R_f$ [$cm^{-3}.s^{-1}$]', fontsize = 17)
ax.loglog(fig6['G0'], fig6['Rf1'], lw=2, ls='-', c="red", label="$n_H = 10^0cm^{-3}$")
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ax.loglog(fig6['G0'], fig6['Rf2'], lw=2, ls='-', c="green",label="$n_H = 10^2cm^{-3}$")
ax.loglog(fig6['G0'], fig6['Rf3'], lw=2, ls='-', c="blue",label="$n_H = 10^4cm^{-3}$")
ax.loglog(fig6['G0'], fig6['Rf4'], lw=2, ls='-', c="purple",label="$n_H = 10^6cm^{-3}$")

ax.loglog(G0, fit_0, ms=1, ls=':', color="black", label="$n_{eq} = 10^0 cm^{-3}$")
ax.loglog(G0, fit_4, ms=1, ls='-.', color="black", label="$n_{eq} = 10^2 cm^{-3}$")
ax.loglog(G0, fit_6, ms=1, ls='--', color="black", label="$n_{eq} = %.1e cm^{-3}$" %n_eq)
ax.loglog(G0, fit_8, ms=1, ls='-', color="black", label="$n_{eq} = 10^8 cm^{-3}$")
ax.loglog(G0, fit_10, ms=1, ls='-', color="black", label="$n_{eq} = 10^{10} cm^{-3}$")
#plot fit for low value below:
#ax.loglog(G0, fit_low, ms=1, color="black", label="$n_{eq} = 10^2 cm^{-3}$")

plt.legend(loc=0,fontsize=14)
ax.tick_params(labelsize=20)
#-----

0.8.3 We see that the fit gives pretty bad results for low densities and that the extrapolation above 106

cm−3 is probably flawed. However, this probably doesn’t compromise much the results of our
simulations. Indeed, firstly, the space parameters of our models lie exclusively above the blue
curve. Secondly, most of our high densities are located in very low radiation fields where the
error of the fit should be minimal. Finally, we notice that in regions of high radiation fields our
equivalent densities grossly follow the purple line around where the fit gives best results.

In [ ]:

In [ ]:
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ABSTRACT

Context. Grain surface chemistry is key to the composition of protoplanetary disks around young stars.
Aims. The temperature of grains depends on their size. We evaluate the impact of this temperature dependence on the disk chemistry.
Methods. We model a moderately massive disk with 16 different grain sizes. We use the 3D Monte-Carlo POLARIS code to calculate
the dust grain temperatures and the local UV flux. We model the chemistry using the 3-phase astro-chemical code NAUTILUS.
Photo processes are handled using frequency-dependent cross-sections, and a new method to account for self and mutual shielding.
The multi-grain model outputs are compared to those of single-grain size models (0.1 µm), with two different assumptions for their
equivalent temperature.
Results. We find that the Langmuir-Hinshelwood (LH) mechanism alone is not efficient to form H2 at 3-4 scale-heights (H), and adopt
a parametric fit to a stochastic method to model H2 formation instead. We find the molecular layer composition (1-3 H) to depend on
the amount of remaining H atoms. Differences in molecular surface densities between single and multi-grain models are mostly due
to what happens above 1.5 H. At 100 au, models with colder grains produce H2O and CH4 ices in the mid-plane, and warmer ones
more CO2 ices, both allowing efficient depletion of C and O as soon as CO sticks on grain surfaces. COMs production is enhanced by
the presence of warmer grains in the multi-grain models.
Conclusions. Chemical models with a single grain size are sensitive to the adopted grain temperature, and cannot account for all
expected effects. A spatial spread of the snowlines is expected to result from the ranges in grain temperature. The amplitude of the
effects will depend on the dust disk mass.

Key words. Stars: circumstellar matter – Protoplanetary disks – Astrochemistry – Radio-lines: stars – Radiative transfer

1. Introduction

As planets form in protoplanetary disks, studying the physical
and chemical evolution of their gas and dust content along the
whole disk lifetime is important in order to investigate how plan-
etary formation proceeds. In the early stages of disks (the so-
called proto-stellar phase) small dust grains are essentially dy-
namically well coupled to the gas. When grain growth occurs
(up to at least cm-sized particles) larger particles, which dynam-
ically decouple from the gas-phase, settle towards the disk mid-
plane. This vertically changes the gas-to-dust ratio in the disk.
Moreover, grain growth also allows UV to penetrate deeper in
the disk, changing its chemistry.

As a consequence of the complex interplay of physical and
chemical processes, it is now demonstrated that the disk structure
can be separated vertically in three distinct regions: from top to
bottom, the irradiated tenuous disk atmosphere (above 3 − 4 H
or scale heights) where the gas can be hot and is ionized or in
atomic form, the warm denser molecular layer (1 − 3 H) where
most molecules reside and below 1 H, the mid-plane. Beyond
the CO snow-line, which is typically located at a radius about 20

Send offprint requests to: Sacha Gavino
e-mail: sacha.gavino@u-bordeaux.fr

au in a TTauri disk, the mid-plane is very dense and cold (≤ 20
K). This area is essentially shielded from the stellar radiation,
with both low ionization and turbulence levels. In this cold re-
gion, most molecules are stuck onto dust grains which exhibit
icy mantles that can still be processed by cosmic rays.

Thanks to ALMA, several high angular resolution and sen-
sitive observations of disks orbiting either low or intermediate
mass young stars (TTauri and Herbig Ae stars) have quantita-
tively confirmed this general scheme. CO observations of HD
163296 have clearly shown the CO gas-phase depletion in the
dark, cold disk mid-plane (de Gregorio-Monsalvo et al. 2013),
revealing also that the CO gas is located in the intermediate
warm molecular layer. More recently, the ALMA observations of
the edge-on TTauri disk called the Flying Saucer (Dutrey et al.
2017) directly show the molecular layer at intermediate scales
(1 − 2H) with CS, the denser gas tracer being located at about
1H, below the CO emission (1 − 3H) which better traces the
whole envelope of the molecular layer.

In the last 10 years, several astrochemical models have
emerged that attempt to incorporate the observed complexity of
disk physics in order to provide more accurate molecular abun-
dance and surface density predictions. While the very first mod-
els included only the gas-phase chemistry, gas-grain coupling
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was added to take into account firstly adsorption and desorption
for a few molecules (e.g. Woitke et al. 2009) and then reactions
on the grain surface (e.g. Semenov & Wiebe 2011; Walsh et al.
2014). Another step was finally achieved with models which in-
clude 3 material phases: the gas-phase and 2 phases for the gas-
grain chemistry with grains modelled by an icy surface layer and
an active mantle (Ruaud & Gorti 2019; Wakelam et al. 2019).
Thermo-chemical models which calculate the density and ther-
mal structures in a self-consistent manner have been also devel-
oped (e.g. Hollenbach & Gorti 2009). Recently, Ruaud & Gorti
(2019) have also coupled such a thermo-chemical model (Gorti
et al. 2011) to a 3-phase chemical model.

An important improvement in chemical models was to intro-
duce more realistic dust disk structures by taking into account
grain growth and dust settling. Grain growth reduces the dust
cross-section and therefore increases the UV penetration while
dust settling locally changes the gas-to-dust ratio. Grain growth
was first introduced in disk chemistry by Aikawa & Nomura
(2006). Dust settling is often mimicked by adding larger grains
in the mid-plane (e.g. Wakelam et al. 2019).

Several authors have already studied the effect of multi-
ple grain sizes onto chemistry. As an example, Acharyya et al.
(2011) used five different grain sizes in their models but the grain
temperature was the same for all grains. Following this work,
Pauly & Garrod (2016) tested the impact of a simple temperature
distribution, with T (a) ∝ a−(1/6), a being the grain size, while Ge
et al. (2016) explored a small range of temperatures (14.9–17.9)
for the Cold Neutral Medium. More recently, Iqbal & Wakelam
(2018) also developed a model handling different grain sizes.

On another hand, Akimkin et al. (2013) developed a disk
model where they couple the dust grain time evolution (grain
growth and settling) to chemistry. Another improvement was
achieved with the development of grids of thermo-chemical
models allowing multi-wavelengths fitting of dust and molecu-
lar lines such as DIANA (Woitke et al. 2019). However, these
elaborate approaches use a single grain temperature which is
either fixed or derived from a dust radiative transfer simula-
tion while the temperature of a grain depends on its size (e.g.
Wolf 2003), larger grains being colder. Chapillon et al. (2008)
found in the disk of CQ Tau, whose temperature is well above
the CO snow-line temperature, an important CO depletion. They
suggested that CO may remain trapped onto larger grains that
are cold enough to prevent thermal CO desorption. Heese et al.
(2017) have investigated the dust temperature variations with
grain size and position (radius and altitude above the mid-plane)
in a typical TTauri disk using the 3D dust radiative transfer code
Mol3D (Ober et al. 2015). The dust temperature variations in
the molecular layer appear to be significant enough to affect the
disk chemistry. This dependency questions the applicability of
elaborate, self-consistent, thermo-chemical models that rely on
a single grain size and temperature.

We explore here the impact of the variations of the grain tem-
perature with their size onto the chemistry of a representative
TTauri disk. Our goal is not to build a complete chemical model
that incorporates the best of all previous studies, neither to make
grid models that could provide relevant comparisons with the ob-
servations. Instead, we only intend to check the limits of an as-
sumption that is used in most previous models, and explore the
main consequences of dust grain temperature dependence with
size.

For this purpose, we have coupled the 3D Monte-Carlo con-
tinuum radiative transfer code POLARIS (Reissl et al. 2016)
to the NAUTILUS Multi Grain Code (Hersant et al. 2009; Ru-
aud et al. 2016) using the 3-phase version which also takes into

account a grain size distribution (Iqbal & Wakelam 2018). We
present the two codes and how we parametrize the gas and dust
disk in Section 2. Section 3 deals with the disk model descrip-
tion and global results. We discuss in more detail the results in
Section 4 and we state our conclusions in Section 5.

2. Model description

To estimate the impact of the grain temperature onto the chem-
istry, we couple the radiative 3D Monte-Carlo code POLARIS
with the astro-chemistry code NAUTILUS. This requires to in-
dependently assume a gas and dust disk structure, a gas tem-
perature, a dust distribution and settling. Moreover, the coupling
between the two codes requests for NAUTILUS a new method to
calculate the dust extinction, the self and mutual shielding using
the UV flux calculated by POLARIS in each disk cell. Figure 1
is a scheme summarizing how we proceed.

2.1. Disk Model

Our disk structure is derived from a simple disk model where
truncated power laws describe most of the quantities: surface
density, mid-plane temperature, velocity field, with sharp inner
and outer radii. A detailed model description is given in Ap-
pendix A

We adopt a power-law grain size distribution dn(a) =
Ca−dda with dn(a), the number of grain of size a and C a normal-
isation constant that can be derived from the dust mass (see Ap-
pendix A.2). The resulting distribution is discretized into 16 log-
arithmically distributed intervals, with grain sizes ranging from
amin = 5 nm to amax = 1 mm. The fraction of mass and area per
bin are given in Table A.1.

Our goal being to evaluate the impact of dust grain tempera-
tures, we assume a common gas temperature structure for all our
simulations (including single and multi-grain models), in order
to avoid chemical effects that could be due to gas only. We se-
lected values derived from the observations of the Flying Saucer
TTauri disk (see Dutrey et al. 2017), whose edge-on orientation
allow a direct measure of the 2D gas temperature distribution
from ALMA observations of the optically thick CO J=2-1 line.
Values are given in Table 1.

The vertical distribution of gas is self-consistently derived
from the imposed temperature law. However, to account for dust
settling, we assume grains of a given size follow a simple Gaus-
sian vertical profile, whose scale height is simply related to the
gas hydrostatic scale at the disk mid-plane temperature accord-
ing to a simple prescription (see Appendix A.2). Our model is
therefore not fully consistent, since very small grains should fol-
low the vertical profile of the gas, but should be adequate for the
larger grains observed in disks. To compute the settling, we as-
sume an α viscosity of 0.01 and a Schmidt number of S c = 1. Al-
though often assumed in disk modelling, these values are some-
what arbitrary, and observations with ALMA are not yet accurate
enough to allow for a quantitative description of dust settling.

Figure 2 is a 2D representation of the disk structure in den-
sity and in temperature for the gas and for the dust (multi-grain
model with settling).

2.2. Radiation fields and dust temperature

In this new approach, we use the dust radiative transfer code to
calculate throughout the disk the UV field and the dust temper-
ature for each of the 16 grain sizes, in each cell of the disk (in
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Fig. 1: Multi-grain model: Coupling scheme between NAUTILUS and POLARIS.

Fig. 2: Physical structure of the multi-grain models incorporating a full dust distribution. Tg is the gas temperature, nH is the gas
number density, G is the local stellar and interstellar field in the case of the HUV models (see Section A), ζ is the dust to gas mass
ratio, Ta (Eq.1) is the area-weighted dust temperature, and na is the area-weighted grain number density. AV is the visual extinction
counted from disk surface towards the disk mid-plane.

radius and altitude). The dust temperatures are then used to com-
pute the chemistry with NAUTILUS.

However, the UV field derived above only accounts for dust
extinction and scattering. A proper account for self and mutual
shielding of molecules and atoms is required to handle the photo-
chemical processes.

2.2.1. Radiation sources

As the central heating source we assume a low-mass pre-main
sequence star with a mass of M? = 0.58 M�, which radiates as a
black body with an effective temperature of T?,eff = 3900 K and
a luminosity L? = 0.75 L�. Additionally, we consider the inter-
stellar radiation field (ISRF) with a spectral energy distribution
(SED) from Draine (1978) between 91.2 nm and 200 nm and

the extension of van Dishoeck & Black (1982) for longer wave-
lengths. Besides the stellar radiation field, TTauri stars exhibit
a significant UV excess coming from the inner disk boundary
and accretion shocks on the stellar surface. This contribution is
highly wavelength-dependent, with spectral lines like Lyman α
having substantial intensities (France et al. 2014). As concerns
the thermal balance of dust, the frequency dependence is largely
irrelevant, and can be absorbed by ensuring that the luminosity
used in the model contains the UV excess contribution. However,
photo-processes being wavelength dependent, the details of the
UV spectrum shape strongly affect the chemistry. For this rea-
son, we take as stellar input spectrum for our radiative transfer
and chemical model the sum of the stellar black body spectrum
and the UV excess typically found in the in TTauri stars. Further
details about the radiation fields are given in Section 3.1.
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Table 1: Overview of the disk model parameters

Disk Parameters

T?,eff (star temperature) 3900 K
L? (star luminosity) 0.75 L�
M? (star mass) 0.58 M�
ISRF DRAINE
Σg,0 (gas (H + H2) surface density at R0) 0.335 g.cm−2

p (surface density exponent) 1.5
Rin (innermost radius) 1 au
Rout (outermost radius) 250 au
R0 (reference radius) 100 au
ζ (dust to gas mass ratio) 0.01
Tmid,0 (observed Tmid at R0) 10 K
Tatm,0 (observed Tatm at R0) 50 K
σ (stiffness of the vertical T profile) 2
q (radial T profile exponent) 0.4
Sc (Schmidt number) 1
α (viscosity coefficient) 0.01
d (grain size distribution exponent) 3.5
amin (smallest grain radius) 5 nm
amax (biggest grain radius) 1 mm
number of bins 16
ρgrain (material density of dust) 2.5 g.cm−3

Mdisk (total disk mass) 7.5.10−3 M�

2.2.2. Radiative transfer simulations

The radiation field is computed using the 3D Monte-Carlo con-
tinuum and line radiative transfer code POLARIS (Reissl et al.
2016). As in Heese et al. (2017), we calculate the dust temper-
ature distribution of 16 grain size intervals (see Fig. 5). We as-
sume spherical grains with a size independent composition con-
sisting of a homogeneous mixture of 62.5 % silicate and 37.5
% graphite. Optical properties from Draine & Lee (1984) and
Laor & Draine (1993) are used to calculate the scattering and
absorption coefficients based on Mie scattering (Mie 1908) us-
ing the MIEX code (Wolf & Voshchinnikov 2004). The radiative
transfer is solved using 100 wavelengths logarithmically spaced
between 50 nm and 2 mm. The spatial grid involves 300 radii,
logarithmically spaced by a factor 1.05 between 1 and 300 au,
and 181 angles with the same factor between 0 and π.

The temperature in the upper optically thin disk layers
strongly depends on the grain size (Fig. 5, middle panel). The
dust temperature increases with grain size for sizes in the range
0.007 µm to 0.070 µm, then decreases for sizes in range 0.32
µm to 15 µm, and increases again, although only slightly, with
larger grain sizes. As explained in Heese et al. (2017), this can
be understood by looking at the ratios of the absorption cross-
section for wavelengths at which the star radiates (≈ 1 µm) and
the absorption cross-section for wavelengths at which the dust
emits (≈ 20 µm, Fig. 4). The ratio increases up to grain sizes of
0.07 µm, meaning that the ratio of absorbed to emitted radiation
increases, leading to higher grain temperatures. For larger grain
sizes, the behavior is reversed until grains become larger than
about 15 µm. Using these radiative transfer simulations we can
obtain a distribution of dust temperatures Td(ai, r, z) that fully de-
pend on the size and location of the grains. To compare our set
of models with those consisting of a single grain size (see Sec-
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Fig. 3: Absorption (blue dashed line) and scattering cross-
sections (green dotted line) for the first grain size bin (7 nm).
The vertical grey lines mark the wavelengths for which the radi-
ation fields are simulated.
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Fig. 4: Ratio of the absorption cross-sections for wavelengths
characteristic for stellar radiation (Cabs,1µm) and dust emission
(Cabs,20µm).

tion 3.1.1), it is also convenient to introduce an area-weighted
temperature defined as:

Ta(r, z) =

∑
i a2

i Td(ai, r, z)nd(ai, r, z)
∑

i a2
i nd(ai, r, z)

. (1)

We note that the area-weighted dust density na(r, z) (Fig. 2) is
defined by an equation of the same form. Figure 6 shows the dust
temperature profiles at 100 au used by all our different models.

Our disk model is less massive than that used by Heese
et al. (2017), leading to smaller opacities, and thus the tem-
perature differences between grains of different sizes is much
larger in Figs.5 and 6 than in that previous work.
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Fig. 5: Results of the radiative transfer simulation in vertical direction at a disk radius of r = 100 au. Left: Dust density distribution
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Fig. 6: Vertical profiles of temperatures at 100 au. The thick
black line is the gas vertical temperature profile in Kelvin. The
dotted colored lines are temperatures of each grain population
and the thick red line is the area-weighted temperature Ta. We
see that temperatures are roughly constant for z/H < 1.5 and for
z/H > 2.5. Between these two altitudes the temperatures exhibit
a strong transition.

2.2.3. Dust extinction, self and mutual shielding

The radiation field is a contribution of both the interstellar radia-
tion field (ISRF) and the stellar radiation field (SRF). Radiation
from these two sources encounters molecular or atomic gas and
dust grains that affects its propagation through extinction and
scattering. The effect of the dust is computed by the 3D Monte-
Carlo continuum and line radiative transfer code POLARIS as
described in Sec. 2.2.2 (Fig.3 shows the sampling in the 90 to
400 nm wavelengths range relevant for photo-processes). Figure
5 shows results at a disk radius of r = 100 au.

In chemical codes, the effect of extinction due to gas, known
as self and mutual shielding, is often estimated using empirical
attenuation factors as a function of line-of-sight visual extinction
(e.g. Lee et al. 1996, for a discussion). The situation for disks is
more complex, due to the two sources of UV radiation (stellar
neighbourhood and ISRF) and varying dust properties. Empiri-

cal attenuation factors have been derived for disks (see for ex-
ample Visser et al. 2009; Heays et al. 2017). They are in general
used in a 1+1D approach, where the two sources of radiation are
treated independently and scattering is neglected. Furthermore,
they depend implicitely on the dust settling that was assumed
during their derivation, as well as on the shape of the incident
UV field.

For better consistency, we use here a procedure that builds on
our knowledge of the dust-attenuated UV field. The extinction
produced by the gas requires to know the opacity generated by
the molecules through which the radiation travels from outside
the disk to the local cell.

We show in Appendix B that a first order approximation for
self and mutual shielding is obtained by applying the attenua-
tion of the vertical opacity due to molecules to the radiation field
computed with dust only by the POLARIS code:

IL(λ, r, z) = e−τ
V
m Id(λ, r, z) (2)

where Id(λ, r, z) is the radiation field given by POLARIS, which
explicitly includes the impact of dust scattering, and τV

m is the
total opacity due to molecules from the (r, z) point to (r,+∞).

2.3. Chemistry simulations

The NAUTILUS gas-grain code (Ruaud et al. 2016) is used
to perform chemistry simulations. NAUTILUS is dedicated to
computing chemical evolution in different interstellar environ-
ments and uses the rate equation approach (Hasegawa et al.
1992; Hasegawa & Herbst 1993) to calculate the abundance as
a function of time. The NAUTILUS gas-grain code is a 3-phase
model (Ruaud et al. 2016) that includes gas-phase chemistry and
chemically active grain surfaces and mantles. Thus, aside from
the gas-phase chemistry, NAUTILUS covers the physisorption of
neutral species on the surface, the diffusion of these species and
their reactions, desorption of species from the surface and repop-
ulation of the surface by species from the mantle as the species
on the surface evaporate. The latest version of NAUTILUS, the
Nautilus Multi Grain Code (NMGC) 0D model (Iqbal & Wake-
lam 2018), can perform simulations using a full grain distribu-
tion in size. Each grain size bin is treated independently of the
others, and only interact with gas. Compared to the single-grain
model (model using a single grain size), a multi-grain model
changes chemical rates in two ways. First, accretion rates of
species depend on grain population. In a multi-grain model, ac-
cretion rates vary on different grain sizes according to their total
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surface area (iTable A.1 shows the relative surface areas as func-
tion of grain sizes). Second, dust temperature depends on its size
(see Fig. 5). Species have higher reaction rates on grains which
are hotter due to higher hopping and desorption rates. In gen-
eral, grains which are hotter have lower abundances of lighter
species such as CN, CH2, CO, etc. and more of heavier species
such as H2O, CH3OH, etc. . . (see Iqbal & Wakelam 2018, for
details). In our current work, we generalize this multi-grain ca-
pability to a 1D situation to represent a protoplanetary disk as
described in previous Sections. NMGC computes chemistry in
all cells given in cylindrical coordinates (r, z) where we provide
as input the gas temperature (Eq. A.5), the local radiation field
Id(λ, r, z) and dust temperatures Td(ai, r, z) given by the radiative
transfer simulations, and the number density of each dust popu-
lation nd(ai, r, z) in order to compute the local grain abundances
relative to the number density of Hydrogen nuclei nH(r, z):

ABd(ai, r, z) =
nd(ai, r, z)
nH(r, z)

. (3)

The z direction is treated as in Hersant et al. (2009), but using 64
points.

2.4. Photorates

Radiations in the UV range have a critical impact on the disk
chemistry since UV photons have the necessary energy to pho-
toionize or photodissociate molecules in the disk. For this rea-
son, characterizing the photorates [s−1] at which molecules are
dissociated or ionized is of high importance in chemistry models
and necessary for a full interpretation of observations.

We evaluate the photoprocess rate as in Heays et al. (2017):

kp(X, r, z) =

∫

λ

σp(X, λ)IL(λ, r, z)dλ (4)

where σp(X, λ) is the photoprocess cross-section of species X at
wavelength λ and IL(λ, r, z) is the local UV radiation. The in-
dex p equals i when it stands for ionization and equal d when
it stands for dissociation. We perform our integration over the
91.2 to 400 nm wavelength range. To evaluate the rate at each
point in the disk, we thus need the local UV radiation field and
the (space-independent) cross-sections. Following Section 2.2.3,
the UV field is derived using Eq. 2.

The molecular cross-sections used in this study are extracted
from the Leiden University website1 (Heays et al. 2017). They
are collected from experimental and theoretical studies. Eighty
molecules are treated in this way. The photorates are recomputed
at each explicit time step of the chemical evolution.

For all other gas constituents (atoms or molecules unavail-
able in Heays et al. 2017), we use approximate shielding factors
from Visser et al. (2009).

2.5. Molecular Hydrogen formation at the disk surface

2.5.1. The atomic H problem

The NAUTILUS code initially implemented the H2 formation
through the Langmuir-Hinshelwood (LH) mechanism that con-
siders physisorption on grain surfaces. The LH mechanism is
efficient only over a relatively narrow temperature range (5-15 K
on flat surfaces Katz et al. 1999; Vidali et al. 2004, 2005).

1 https://home.strw.leidenuniv.nl/~ewine/photo/index.
php?file=cross_sections.php

Small grains illuminated by the UV field from the star can
get warmer at the disk surface, and this H2 formation mecha-
nism becomes inefficient, leading to much smaller H2 formation
rate than in the case of a single, larger, equivalent-area, grain
size. The low formation rate of H2 leaves a significant amount
of atomic Hydrogen that can severely affect the chemical bal-
ance in the disk upper layer (see Section 4 for a more detailed
discussion).

However, observations of H2 in unshielded regions (Habart
et al. 2004, 2011) where dust can reach high temperatures (≥ 20
K) show that the column density can be significantly higher than
what is expected by simple equilibrium rate equation and PDR
model predictions. This implies that the formation mechanisms
of H2 can be efficient in a wider domain than predicted by the
LH mechanism.

Several studies proposed more sophisticated mechanisms
that theoretically produce comparable H2 column densities to
those derived by observations (e.g. Duley 1996; Cazaux & Tie-
lens 2004; Cuppen & Herbst 2005; Iqbal et al. 2012, 2014; Thi
et al. 2020). We follow here the approach of Bron et al. (2014),
hereafter B14, which is based on temperature fluctuations of
small grains.

2.5.2. Effects of temperature fluctuations

Small grains (≤ 0.01 µm), given their very small heat capacity,
have their temperature fluctuating widely even when a relatively
small quantity of energy is absorbed. In typical unshielded re-
gions, a small grain can absorb UV-photons originated from the
interstellar field with a rather high probability, causing a sud-
den spike in temperature. If the interval of time between UV-
photon absorptions is sufficiently long, the grain which has un-
dergone transient heating has the time to cool down to tempera-
tures smaller than the equilibrium temperature, giving the oppor-
tunity for H2 to form on the surface. Then, the rapid heating of
the grain by the absorption of a UV-photon will thermally des-
orb most species on the surface, releasing H2 molecules to the
gas phase.

Bron et al. (2014) have studied the effect of these temperature
fluctuations on the formation of H2 in PDRs and high UV radia-
tion regions using a statistical approach. By numerically solving
the master equation (Le Bourlot et al. 2012), they show (Bron
et al. 2014, see their Fig.6) that the LH mechanism alone is suf-
ficient to reach the typical H2 formation rates observed in PDRs
when the temperature fluctuations of small grains are accounted
for.

2.5.3. Implementing the H2 formation rates

The investigation of B14 lies in a domain of gas temperature
(100 K) and gas density (100 to 106 cm−3) distinct from our study
but this difference can easily be corrected as both temperature
and gas density only affect the results through the collision rate
of atomic Hydrogen with the grains, which scales as nH

√
Tg.

Thus, we can estimate the rate for a given density nH and a given
temperature Tg by extracting or interpolating from B14’s data
the value corresponding to an equivalent gas density neq equal
to:

neq = nH

√
Tg

100 K
s(Tg)

s(100 K)
(5)
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Fig. 7: H2 formation rate as a function of the UV field inten-
sity (in units of the Habing interstellar field) for various proton
number density. Data adapted from Fig. 6 of Bron et al. (2014)
are the blue (104 cm−3) and purple (106 cm−3) solid lines while
black lines correspond to our analytic fit for four different num-
ber densities (104, 106, 107, 108 cm−3).

where s(Tg) is the sticking coefficient at temperature Tg as de-
fined by Le Bourlot et al. (2012):

s(T ) =

(
1 +

T
T2

β
)−1

(6)

with T2 = 464 K and β = 1.5, which approximately gives the
same result as in Sternberg & Dalgarno (1995).

We interpolated B14 data as a function of proton density
and UV field intensity using an analytic polylogarithmic func-
tion. The interpolation results are displayed in Fig.7. The PDR
layers of protoplanetary disks are dense, typically above 106 −
−108 cm−3 so that essentially the upper curves in Fig.7 apply to
our case.

It should be noted that the B14 calculations assume a power-
law size distribution from 1 nm to 300 nm composed of only
carbonaceous grains. Changing the composition and/or size dis-
tribution would affect the precise values of the rates and of the
fitted coefficients. However, the asymptotic behaviors of the rates
should remain similar. The rate is proportional to the density at
low densities, and progressively saturates for larger densities as
the fraction of atomic H decreases because the UV flux is in-
sufficient to dissociate H2. As a function of UV field intensity,
the (unsaturated) rate is expected to decrease as 1/G since the
time spent by any grain in the relevant temperature range where
the LH formation is efficient is inversely proportional to the UV
photon flux.

3. Model parameters and results

3.1. Detailed description of models

We implement a set of ten different models (see Table 3). All
models share a common set of disk structure and physical pa-
rameters (see Fig. 2) as described in Table 1, but differ for a lim-

ited number of assumptions on grain sizes and temperatures, UV
field or H2 formation mechanism.

The set is divided into two groups, i.e. the single-grain mod-
els and the multi-grain models. We describe their specific char-
acteristics in detail in Section 3.1.1 and 3.1.2. As mentioned in
Section 2.2.1, the excess of UV radiation exhibited by typical
TTauri stars, given the strong wavelength-dependence of photo-
processes, inevitably impacts the chemistry of the disk. In order
to have a broad view on how our chemical models react to dif-
ferent intensities of UV flux, we adopt two regimes of radiation.
One regime uses the spectrum of a relatively high-UV emitting
TTauri star and another uses the spectrum of a relatively low-
UV emitting one, hereafter called HUV and LUV, respectively.
For the HUV regime we use the spectrum of TW Hya (Heays
et al. 2017) while for the LUV we use the one of DM Tau. Both
FUV spectra are provided in the CTTS FUV spectra database2

(France et al. 2014). The blue solid line in Fig. B.3 exhibits the
spectrum of TW Hya as provided by France et al. (2014) before
it is attenuated by the disk.

The chemical abundances in the disk are calculated using
the time-dependent equation embedded in NAUTILUS. We use
atomic initial abundances described in Table B.1 and all the
chemical output are extracted after an integration time of 5.106

yrs. All models incorporate the same chemical network and
chemical processes described in Section 2.3. In the following,
x in model names is either H for high or L for low.

3.1.1. Single-grain models

We use single-grain models as a comparison to our more so-
phisticated multi-grain models described in Section 3.1.2. These
models are treated as in Wakelam et al. (2016), in particular with
respect to the UV field penetration and photo-processes (see Her-
sant et al. 2009). We use the same gas density distribution and
same overall gas-to-dust ratio (and hence the same dust mass) as
in the multi-grain models. All single-grain models have a single
dust size of 0.1 µm. The grains are settled toward the mid-plane
assuming a dust scale height as defined in Equation A.20. How-
ever, 0.1 µm grains exhibit little settling, as it can be seen from
Fig.A.1 and such models are virtually equivalent to non-settled
dust models (Wakelam et al. 2016).

Model 1: xUV-LH-Tg The dust temperature (Td) profile follows
that of the gas (Tg) which is given by the solid black line in
Fig. 6), Td is equal to Tg everywhere in the disk. Model 1 is
either HUV-LH-Tg or LUV-LH-Tg, depending on whether the
stellar UV field is high (HUV) or low (LUV). The differences
are detailed in Section 3.1.

Model 2: xUV-LH-Ta Model 2 is similar to Model 1, except for
the dust temperature. In Model 2, the grain temperature is given
by Eq. 1 and shown in Fig. 6 (red solid line). The temperature
Td is hence the area-weighted temperature from the grain size
distribution of the multi-grain models and it is called Ta. As Ta
is significantly higher than Tg, we expect depletion to occur at
lower elevations than in Model 1.

Model 3: xUV-B14-Ta In Model 3, the prescription of Bron
et al. (2014) as described in Section 2.5 is used to form H2. The

2 https://cos.colorado.edu/~kevinf/ctts_fuvfield.html
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Table 2: List of figures.

Models Figures

single, HUV 8, 9, 12, 13, 15, 16, C.1

single, LUV D.1, D.2, D.3

multi, HUV 8, 9, 11, 12, 14, 15, 17, 18, 19, 20, C.2

multi, LUV D.1, D.4

expected effect is a higher production of H2 in the PDRs region
of the disk than in the other models.

3.1.2. Multi-grain models

Multi-grain models, as opposed to single-grain ones, include the
full grain distribution detailed in Table A.1 where each grain
population has a specific temperature (Fig. 6), a specific settling
factor and is chemically active. For all multi-grain models, we
use a size range of [5 mm, 1 mm] with a size exponent d = −3.5
(Eq. A.16) and divide the grain size interval into 16 logarith-
mically distributed subintervals using Eq. A.19. An overview of
the grain size interval with their respective relative dust mass
and surface area is given in Table A.1 while Fig. A.1 shows the
scale height of each 16 grain size population as a function of the
radius. Multi-grain models are composed of two categories.

Model 4: M-xUV-LH Either called M-HUV-LH or M-LUV-LH
depending on the flux, they use the classical LH mechanisms
for H2 formation without considering small grains temperature
fluctuation.

Model 5: M-xUV-B14 We add the H2 formation mechanisms
prescribed in B14 (see Section 2.5). These models, with grain
growth, dust settling, one temperature per grain size and H2
formation derived from Bron et al. (2014) are the most complex
model and we use them as reference.

Table 3 summarizes the various models. Table 2 lists the dif-
ferent figures in the text in relation with their respective mod-
els. A few figures relevant of the HUV cases are presented in
Appendix C, while all figures for the LUV cases appear in Ap-
pendix D.

3.2. Results

We present here some general issues about the UV field, the dust
temperature and the H2 formation. A more thorough discussion
of the chemistry is done in the next section.

3.2.1. Impact of UV field

A comparison between Tables 4 and D.1 shows that, for a given
model, the integrated column densities (or molecular surface
densities) have about the same order of magnitude whether the
flux is high (HUV) or low (LUV). Unlike in the PDR layer, the
mid-plane chemistry is not dependent on the UV flux regime.
The dust opacity is such that the UV flux is sufficiently attenu-
ated in the HUV and LUV models for the chemistry to be similar
in both cases.

Figures C.1, C.2, D.3, and D.4 show that the chemistry is
nearly the same for all models from the mid-plane to roughly
1.5 H. We observe more H2, CO, CS and CN above 3 scale-
heights in the LUV models than in the HUV ones because a high
UV flux implies more efficient photodissociation. Near the mid-
plane, the UV field is similarly attenuated and the radiation field
intensities are about the same in all models. As a consequence,
the only parameter that impacts the chemistry is the dust temper-
ature Td and this applies both to the single-grain models and the
multi-grain models.

3.2.2. Impact of dust temperature on H2 formation and
chemistry

A first effect of the adopted grain temperature is related to the
formation of H2 and the remaining amount of H, which is very
important for the gas-phase chemistry. Adopting the formalism
of Bron et al. (2014) to form H2 produces, as expected, more
H2. In these cases, Figures C.1 and C.2 show a shift in the H/H2
transition toward the disk surface which implies less gas-phase
H and more H2 in the upper layers.

For single-grain models, the gas temperature we take is rel-
atively low. Table 4 shows that when Td = Tg, the remaining
amount of H is still reasonably low (intermediate), contrary to
the case where Td = Ta (HUV-LH-Ta) which exhibits the high-
est amount of H, together with the multi-grain model M-HUV-
LH. Using only the LH mechanism to form H2 on grains with
high temperatures reduces significantly the amount of H2 above
two scale heights. This is particularly true for the M-HUV-LH
Model, where the grain temperature depends on the grain size:
the reservoir of “cold” grains is not large enough to allow for an
efficient H2 formation on grains in the upper disk layer.

On the contrary, near the mid-plane, in most models the grain
temperature is always low enough for the LH mechanism to ef-
ficiently form H2 and regulate the atomic H abundance.

4. Discussion

We first discuss (Sec.4.1) the vertical variations of abundances
for CO, CN and CS. We then investigate the C,N and O reser-
voirs and surface chemistry (Sec.4.2-4.3) before discussing the
formation of water and complex organic molecules (Sec.4.4-
4.5). We also discuss some possible implications of our results
on planet formation and embryos compositions. We focus the
discussion that follows (except for Section 4.1) on the HUV case
(corresponding to the UV flux received by the TW Hya disk)
because we have seen that most of the analysis of HUV models
can be considered valid for LUV models. Figures relevant to the
LUV case (similar to what is expected for the DM Tau disk) are
presented in Appendix D. All results are presented at the final
stage of time evolution i.e. 5.106 yrs.

4.1. Vertical distribution of abundant (easily observed)
molecules

4.1.1. Column densities

Figure 8 shows the molecular surface densities of a few popular
species detected in TTauri disks. Table 4 and D.1 present the col-
umn densities at a radius of 100 au for the most abundant species
such as CO, CN and CS. These tables reveal that there is no spe-
cific trend for a given model, although there can be variations of
up to 2.5 orders of magnitude in the column densities. An anal-
ysis of Figures 9, C.1 and C.2, which provide the vertical profile
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Table 3: Description of models

bins sizes (µm) Td HUV LUV H2 formation
HUV-LH-Tg 1 0.1 Tg X LH

HUV-LH-Ta 1 0.1 Ta X LH

HUV-B14-Ta 1 0.1 Ta X B14

LUV-LH-Tg 1 0.1 Tg X LH

LUV-LH-Ta 1 0.1 Ta X LH

LUV-B14-Ta 1 0.1 Ta X B14

M-HUV-LH 16 [5.10−3 − 103] Ti {i=1...16} X LH

M-HUV-B14 16 [5.10−3 − 103] Ti {i=1...16} X B14

M-LUV-LH 16 [5.10−3 − 103] Ti {i=1...16} X LH

M-LUV-B14 16 [5.10−3 − 103] Ti {i=1...16} X B14

Notes. HUV stands for high UV field and LUV for low UV field. LH is for the classical traitement of the Langmuir-Hinshelwood mechanism and
B14 when the prescription of Bron et al. (2014) is used instead. Tg means that the dust temperature equals to that of the gas, Ta is the weighted-
area dust temperature as defined by Eq. 1. Ti is the temperature of ith grain population. M stands for multigrain model. As an example, the model
M-HUV-B14 is a multi-grain model computed using the B14 method with a high UV field.

of molecular densities at 100 au, is required to understand the
origin of these variations.

For the column density of CO it shall be noted that 1) CO
is formed in the gas phase and 2) is sensitive to photodissocia-
tion. The model that produces the most CO is thus LUV-B14-Ta
because this model combines both a low UV flux, a large col-
umn density of H2 that shields CO from the UV and a high grain
temperature that prevents CO from being adsorbed. The second
model producing the most CO is M-LUV-B14: the CO column
density is slightly lower than in LUV-B14-Ta because in multi-
grain models a fraction of the grains is significantly settled, in-
volving a more effective UV penetration. In that sense, it is not
surprising that M-HUV-LH is the model that produces the small-
est column density: this model combines a high UV flux, more
penetration due to settling and a small production of H2 which
decreases the shielding.

For the column densities of CS and CN, Table 4 shows that
using predicted molecular surface densities is not enough to de-
rive general trends. Nevertheless, we can note that M-HUV-B14
is the model that produces the most CS and CN. On the other
hand, HUV-B14-Ta produces the smallest column density of CS
while HUV-LH-Ta is the model that produces the smallest col-
umn density of CN. This suggests routes of formation which do
not simply depend on the grain temperature.

In the case of the single-grain models (see Figs. C.1 and D.3),
all models using the same grain temperature (Td = Tg or Ta)
have the same vertical profile at altitudes z < 1.5H regardless of
the flux regime. Similarly, since all multi-grain models use ex-
actly the same grain temperature and size distribution, they all
exhibit the same vertical density profile at altitudes z < 1.5H
(for a given species) regardless of the incident flux and of the as-
sumed H2 formation mechanism (see for example, the CO abun-
dance profiles for the two multi-grain models in Figure C.2, mid-
dle panels of columns b-c). Accordingly, in this relatively high
mass disk, differences in column densities (Tab. 4) result from
what happens above z = 1.5H.

4.1.2. Vertical variations

CO Gas-phase CO abundance is both influenced by grain tem-
perature and by abundance of H2. For multi-grain models, the
flux penetration is larger than in single-grain models, so that CO
column densities appear to be globally smaller than in single-
grain models (Fig. 8). In M-HUV-LH, the CO abundance re-
mains low above z ∼ 3H (see Fig. C.2). On the other hand, M-
HUV-B14 produces more H2 allowing CO to survive at higher
altitudes. The resulting CO column density is of the same or-
der than in HUV-LH-Ta and HUV-B14-Ta. Although this has
little impact on the total column density, the abundance of CO
at z ≤ 1H is much higher in multi-grain models than in single-
grain ones. In single-grain models, the single grain temperature
becomes low enough for CO to freeze out efficiently while in
multi-grain models there is always a fraction of abundant small
grains whose temperature remains high enough to prevent CO
from being depleted as efficiently as in single-grain models.

CN and Nitrogen bearing Species For all models, the main re-
actions that create CN in the upper layers at 100 au are bimolec-
ular reactions in the gas-phase: N + C2 → C + CN (69%) and
N + CH → H + CN (22%). Note that CH is mostly destroyed
by the reaction H + CH → C + H2. Therefore, more atomic
H in the upper layers implies less CH available to form CN.
The effect is clearly visible for the single-grain models (Fig.C.1)
where HUV-B14-Ta produces more CN above 3.5H because H2
is more abundant compared to HUV-LH-Ta. The effect is less
obvious in the multi-grain models (C.2). Below z = 1.5 H, all
the single-grain models exhibit roughly the same abundance, in-
cluding HUV-LH-Tg, which suggests a low sensitivity of CN due
to the dust temperature in this range of values.

CS The main formation proceess of CS in the upper layers is a
sequence of a bimolecular reaction and a dissociative recombi-
nation reaction: H2 + CS+ → H + HCS+ and HCS+ + e− → H +
CS. The sequence shows that the production of CS is dependent
on H2. As a consequence, forcing the formation of H2 leads to
the formation of CS, providing that the ionization fraction is the
same (as it is the case here).
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Fig. 8: Surface densities of the single-grain models (solid lines) and multi-grain models (dotted lines) as a function of the radius in
high UV flux regime.

For single-grain models, the grain temperature is higher in
HUV-LH-Ta than in HUV-LH-Tg. The production of H2 being
more efficient in the latter model at high elevation, the peak of
CS in HUV-LH-Tg (Fig. C.1) is broader (∼ 2 to 3 H). In the
meantime, CS also tends to undergo sticking processes on sur-
faces higher in the disk, competing with its production in the
gas-phase. This explains the dramatic drop of CS density below
2 H. As regards HUV-LH-Ta, the production of H2 starts to be
efficient at a lower scale height (∼ 2 versus 3 H). Then, CS abun-
dance dramatically increases at ∼ 1.8 H (because of the steep

temperature slope) before rapidly decreasing as temperature is
low enough for CS to deplete on the grains, resulting in a very
narrow peak. In HUV-B14-Ta, the production of H2 is efficient
even in the upper layers and CS starts to form higher in the disk,
explaining why the CS abundance is two orders of magnitude
larger than in HUV-LH-Tg and HUV-LH-Ta at 4 H (Fig.C.1).

For multi-grain models, we find larger CS column density
but the location of the peak of abundance is lower in altitude
(Fig. 9 (c)) because of the relatively low visual extinction. Just
as for the single-grain models, the surface density is larger in the

Article number, page 10 of 36



S. Gavino et al.: Impact of Size-dependent Grain Temperature on Chemistry in Protoplanetary Disks

Table 4: Column densities [cm−2] of main molecules at 100 au for HUV models. Last three columns summarize the main properties
of the model with respect to the H2 formation and grains (% of grains, in sites, with a temperature above 20 K between 0 and 1.5H
and 1.5 and 2.5H).

H H2 CO CS CN H2 formation 0 to 1.5H 1.5 to 2.5H

HUV-LH-Tg 1.48.1021 8.19.1022 3.24.1017 4.40.1012 3.79.1013 "cold" grains 0% 25%

HUV-LH-Ta 9.80.1021 7.78.1022 1.01.1018 3.38.1012 3.08.1012 more H 100% 100%

HUV-B14-Ta 3.20.1020 8.25.1022 1.46.1018 1.35.1011 1.34.1013 less H 100% 100%

M-HUV-LH 8.26.1021 7.86.1022 7.46.1016 6.69.1013 4.62.1013 more H 96% 99%

M-HUV-B14 1.31.1020 8.26.1022 9.02.1017 1.92.1014 3.49.1014 less H 96% 99%
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Fig. 9: Vertical cumulative surface density [cm−2] of H2, CO, CS and CN at 100 au from the star in the HUV models.

case of M-HUV-B14 because the formation of H2 is more effi-
cient and the quantity of H lower. Below z = 1.5 H, the differ-
ence in abundance is strictly dependent on Td and as expected,
the hot-grain models (HUV-LH-Ta and HUV-B14-Ta) produce
more CS in the gas-phase than the cold-grain model HUV-LH-
Tg, whereas all multi-grain models exhibit the same vertical pro-
file.

4.2. Element reservoirs: C, N, O in the cold mid-plane

The relative importance of reservoirs appearing roughly constant
along the distance from the star, we decide to study the reservoirs
at 100 au. All species that have been investigated represent at
least 0.5 % of the total quantity of carbon, nitrogen or oxygen.
As previously seen, the chemistry below z = 1.5 H only depends
on the grain temperature. Therefore, it turns out to be sufficient
to discuss HUV-LH-Tg, HUV-LH-Ta and M-HUV-LH only.
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Fig. 10: Density [cm−3 ] of H2, CO, CS and CN in the gas-phase of the single-grain models in HUV regime. Left column is the
HUV-LH-Tg models, middle one is HUV-LH-Ta and right one is HUV-B14-Ta.

Carbon bearing species Figure 12 (top) shows that frozen
CO2 is the main carrier of carbon, both in HUV-LH-Ta and M-
HUV-LH with 58.1% and 51.3% of elemental carbon, respec-
tively, while the quantity of CO2 is negligible in comparison to
the other species in HUV-LH-Tg. The dust temperature appears
too high in these two models to allow for a large quantity of hy-
drogen to successively hydrogenate the frozen atomic oxygen to
form water. Instead, the atomic oxygen easily diffuses on the sur-

face and the relatively high temperature allows to overcome the
activation barrier to rapidly form CO2 by reacting with the frozen
CO. In HUV-LH-Tg, on the other hand, Fig. 12 (top) shows that
the main carrier of carbon is CH4 with 49.1%. In this colder dust
temperature model, CO is initially formed in the gas before being
efficiently and rapidly adsorbed onto the grain surfaces, just like
in hot-grain models. However, once on the surface, CO is chan-
neled to s-CH3OH through hydrogenation sequences. The photo-
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Fig. 11: Density [cm−3 ] of H2, CO, CS and CN in the gas-phase of HUV-LH-Tg (left column) and of the multi-grain models in
HUV regime.

dissociation of CH3OH then leads to CH4 formation. Hence, in
the mid-plane, disks with colder grains will produce more CH4
while warmer disks will produce more CO2. The other main car-
rier is the complex organic species CH3OH, which holds about
10% of carbon in M-HUV-LH and HUV-LH-Tg.

Oxygen bearing species CO2 ice is the main carrier of oxygen
in HUV-LH-Ta and M-HUV-LH with 82.0% and 72.5%, respec-
tively (Fig. 12, bottom). The temperature of the grains in these
two models is too high (Ta = 24.6 K) to allow for a large quan-
tity of atomic hydrogen to remain on the grains and hydrogenate
the atomic oxygen to form water. As described above, atomic
oxygen easily diffuses and also combines with CO to form CO2.
In HUV-LH-Tg, H2O is by far the largest carrier of oxygen with
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Fig. 12: Species that contains at least 0.5% of elemental carbon
(top), nitrogen (middle) and oxygen (bottom) in the mid-plane at
100 au: percentage of the carbon/nitrogen/oxygen locked in the
species as a function of the gas-phase species abundance.

76.4%. Disks with colder grains will produce more H2O while
disks with warmer grains will produce more CO2. CH3OH is,
again, an important carrier and holds about 10% of oxygen in
HUV-LH-Tg.

Nitrogen bearing species Nitrogen is mostly in the form of
N2 in M-HUV-LH (67.8%) and in HUV-LH-Tg (32.4%) (Fig.
12, middle). Moreover, in all models, the gas-phase abundance
of N2 is noticeably larger than the one of the other species. The
reason for that is a combined effect of the faster conversion of
atomic nitrogen into N2 in the gas-phase compared to the deple-
tion of N and the high grain temperature that prevents N2 from
depleting onto the surfaces. Indeed, The binding energy of N2
(Eb(N2) = 1100 K on amorphous water ice surface) is smaller
than most of the other molecules and slightly smaller than that
of CO (Minissale et al. 2016; Wakelam et al. 2017) so that N2 is
retained more efficiently in the gas. We note that, given the low
dust temperature, the gas-phase abundance of N2 in HUV-LH-Tg
is the smallest of all models. In HUV-LH-Ta, N2 is still the main
carrier of nitrogen but remains in the gas-phase because of the
large dust temperatures. On the grains, NH3 is the main carrier
of nitrogen with 42.7% of the elemental nitrogen. Therefore N2
is expected to be the carrier of nitrogen in the disk mid-plane
but remains mostly in the gas-phase in hot-grain models. The
other main carriers of nitrogen are HCN (29.2% in HUV-LH-
Tg, 12.3% in HUV-LH-Ta) and CH2NH2 (22.9% in HUV-LH-Ta,
8.3% in HUV-LH-Tg).

4.3. Surface chemistry in the mid-plane

One important conclusion of Section 4.2 is that disks with colder
grains will produce in the mid-plane more CH4 and H2O while
warmer disks will produce more CO2. This clearly demonstrates
the major role of the grain temperature on the surface chemistry.
We investigate here more deeply the mid-plane surface chem-
istry of a few key molecules for the same three models i.e. HUV-
LH-Tg, HUV-LH-Ta and M-HUV-LH.

Figures 13 and 14 present maps of number density for H2,
CO, CS and CN locked on grain surfaces in the case of single-
grain and multi-grain models, respectively. Figure 15 presents
the surface abundance per total atomic hydrogen for various
molecules as a function of the grain radius a and their tempera-
ture in the mid-plane of the disk. The crosses, the square mark-
ers, and the round markers stand for the multi-grain model at
30 au, 100 au and 200 au respectively. The triangle pointing up-
ward represents the surface abundance in the single-grain model
HUV-LH-Tg and the triangle pointing downward represents the
abundance in the single-grain model HUV-LH-Ta, both at 100
au.

4.3.1. Carbon and oxygen-bearing molecules: CO, CO2 and
CH4

CO is formed in the gas-phase prior to being accreted on small
grains during the first 106 yrs of the simulation. However, be-
cause of its small binding energy (Eb(CO) = 1300 K Wake-
lam et al. 2017), it is rapidly thermally desorbed from the hot
(Tg > 20 K) smaller grains and gets accreted by large cold grains
(Tg < 20 K), where it remains locked until the simulation is
stopped. Considering this mechanism, CO is distributed accord-
ing to the grain population and Fig. 15 (top left panel) shows
two regimes of abundance, accounting for the desorption bar-
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rier, where CO ice tends to stay locked on grains of size & 1 µm
at all radii.

For the single-grain models, the same mechanism is at play.
However, rather than involving a distribution of CO on vari-
ous grain populations, this simply results in a small (gas-phase)
abundance in the hot-grain model HUV-LH-Ta and a high abun-
dance in the cold-grain model HUV-LH-Tg.

As for CO2, its binding energy is relatively high (Eb(CO2) =
2600 K Wakelam et al. 2017). As a consequence the abundance
of CO2 ice depends very little on the dust temperature. In multi-
grain models, s-CO2 is efficiently formed through

s-O + s-CO→ s-CO2 (EA = 1000 K) (7)
s-OH + s-CO→ s-CO2 + s-H. (8)

CO2 is more abundant on the smaller grains because their tem-
perature allows to overcome the activation barrier of reaction 7
and the drop in abundance on large grains at 200 au (and further)
originates from the grain temperature getting too low for reac-
tion 7 to be activated. Therefore, the outer disk forms fewer CO2
ice.

In cold-grain models, CH4 is the largest carrier of carbon
(see Section 4.2). As expected, Figure 15 (Bottom-left) shows
that s-CH4 is more abundant on cold grains (Tg < 20 K). s-CH4
is formed via the hydrogenation of s-CH3. The latter is formed
through the following two sequences:

s-CO + hν→ s-C + s-O (9)
s-H2 + s-C→ s-CH2 (10)
s-H2 + s-CH2 → s-CH3 + s-H (11)

and

s-CH3OH + hν→ s-OH + s-CH3. (12)

In view of the above, CH3OH is formed on the grains prior to be-
ing photo-dissociated (if the computation domain is sufficiently
extended). Then the released atomic carbon (Reaction 9) and s-
CH3 (Reaction 12) lead to s-CH4 formation. Consequently, the
formation of CH4 is more efficient on large cold grains since 1)
CO must be adsorbed and 2) hydrogenation is needed to create
CH3OH. CH4 ice is thus found to be more abundant on large
grains and in the outer disk.

4.3.2. Sulfur-bearing species: H2S

In the gas phase, H2S has been identified in dense cloud cores,
cometary comae and Phuong et al. (2018) reported the first de-
tection of H2S in the cold and dense ring about the TTauri star
GG Tau A. The low H2S column densities observed in GG Tau
A and in dense molecular clouds are assumed to be the result
of a strong sulfur depletion (Hudson & Gerakines 2018; Phuong
et al. 2018).

We investigate here the formation routes of S-H bonds and
more specifically the simple S-bearing molecule Hydrogen sul-
fide, H2S, in the mid-plane icy mantles of our multi-grain mod-
els. Figure 15 (second row, right column) shows the abundance
of icy H2S as a function of the grain size. There is a strong
anti-correlation with grain temperatures. The smallest H2S abun-
dances are located on the hottest grains (Td ∼ 27 K) while the
largest abundances are found on large colder grains (Td / 15 K).
This anti-correlation is observed at all radii. The abundances on
the large grains (> 10µm) are independent of the radius. For the
small grains, however, the inner disk exhibits larger abundances
than the outer disk because of higher collision rates in the inner

regions. The strong anti-correlation with temperature is directly
related to the main formation pathways of H2S that implies hy-
drogenation sequences:

s-S
s-H−−→ s-HS

s-H−−→ s-H2S (13)

s-CH3SH
s-H−−→ s-CH3 + s-H2S. (14)

We note that the channels to s-CH3SH also involve successive
hydrogenations (of s-CS, mainly). Reaction 13 occurs on grains
of all sizes but is more effective on the large cold grains (Td /
15 K) and Reaction 14 is only found to be effective on the colder
grains.

4.3.3. Nitrogen-bearing species: NH3

The main nitrogen-bearing icy species in the mid-plane are NH3,
HCN, N2 and CN at all radii. In the multi-grain models, as seen
in Fig. 15, the abundance of sNH3 is inversely proportional to the
grain size until ≈ 1µm where the abundance stops decreasing.
The abundances of NH3 ice are roughly the same at 100 and 200
au but not at 30 au.

The main pathway to sNH3 originates from the accretion of
N at the surface of the grains and its successive hydrogenations
to form sNH3 (see Aikawa et al. 2015; Eistrup et al. 2018; Ru-
aud & Gorti 2019). Such hydrogenation reactions are efficient
on cold surfaces (Td / 15 K), which explains why the surface
abundance of NH3 does not keep dropping when grain tempera-
tures are low. As for the small warmer grain surfaces, their high
quantity implies a high collision rate with NH3 which stays on
their surface given its binding energy (Eb(NH3) = 5500 K). As
the disk evolves, a large fraction of nitrogen-bearing species are
transformed into complex molecules and other routes become
effective such as the destructive hydrogenation of NH2CO:

s-NH2CO
s-H−−→ s-NH3 + s-CO. (15)

4.4. Water

The formation of water is key to explain the evolution of pro-
toplanetary disks and formation of comets, both decisive ele-
ments to understand the delivery of water to planetary surfaces.
Spectral lines of H2O in the gas-phase of inner disk regions
have now been widely detected in disks around TTauri stars
using near- and mid-infrared (Carr & Najita 2008; Pontoppi-
dan et al. 2010) or far-infrared observations (Riviere-Marichalar
et al. 2012). Cold water in the outer disk regions, on the other
hand, is harder to detect due to low excitation lines.

It is assumed (Dominik et al. 2005; Lecar et al. 2006; Po-
dio et al. 2013; Du & Bergin 2014) that water on grain surfaces
cannot exist inside the snow-line (Td & 150 K), which represents
radii smaller than a few to ten au around T Tauri stars. The inner-
most radius computed by our models is 30 au, which is beyond
the radial ice line of water. Therefore, we do not discuss the ra-
dial location of the water ice line.

4.4.1. Gas-phase

Three main parameters control the abundance of water in gas-
phase, the photo-desorption by FUV photons and cosmic rays,
the dust temperature and the chemical reactions in the gas-phase,
in particular:
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Fig. 13: Density [cm−3 ] of H2, CO, CS and CN in the gas-phase of the single-grain models in HUV regime. Left column is the
HUV-LH-Tg models, middle one is HUV-LH-Ta and right one is HUV-B14-Ta.

H2 + OH+ → H + H2O+ (16)
H2O+ + H2 → H + H3O+ (17)
H3O+ + e− → H + H2O (18)

Thus H2 and OH+ are the main precursors for H2O. Whether
H2 or OH+ is the limiting factor is determined by this other se-
quence:

H2 + CR→ H+
2 + e− (19)

H+
2 + H2 → H+

3 + H (20)
H+

3 + O→ OH+ + H2. (21)

These two sequences show that H2O formation depends on H2
and OH+ but the latter also depends on H2. Therefore, this is the
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Fig. 14: Density [cm−3 ] of H2, CO, CS and CN in the gas-phase of HUV-LH-Tg (left column) and of the multi-grain models in
HUV regime.

H2 abundance that sets the gas-phase formation of water and ac-
counts for the difference between the models (not cosmic-rays or
OH+). However, the gas-phase formation of H2O only represents
a small fraction of all H2O molecules formed as most H2O are
formed on grain surfaces. The abundance of gas-phase water is
thus mainly governed by both the formation rate of icy water and
by the photo-desorption rate. Thermal-desorption is ineffective
in most parts of the disk because the binding energy of water is

high. The formation rate depends on the grain temperature while
the photo-desorption rate depends on the FUV flux and cosmic-
rays. The analysis of the results herein (Figs. 16 and 17) shows
that the dust temperature plays the major role in the production
of gas-phase water.
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Fig. 15: Grain surface abundance per total atomic hydrogen for various molecules at the final stage of integration i.e. 5 106 yrs as
a function of the grain radius a in relation to the grain temperatures. Cross markers stand for the multi-grain model at 30 au, the
square markers stand for the multi-grain model at 100 au and the round markers stand for 200 au. The triangles pointing upward
represent the surface abundance in the single-grain model HUV-LH-Tg (grains of size 0.1 µm) and the triangle pointing downward
represents the abundance in the single-grain model HUV-LH-Ta, both at 100 au.
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Single-grain models The vertical snow-line forms a clear
boundary between high and low gas-phase H2O abundance at
z/r ∼ 0.15 (Fig. 16) and we see that HUV-B14-Ta produces the
most distinct boundary of all three models. The snow-line cor-
responds roughly to the abrupt drop in the UV flux as shown
in Fig. 2 (bottom-right panel). The cold-grain model HUV-LH-
Tg produces substantially more water in the upper layers than
the other single-grain models, because low dust temperature in-
crease the hydrogenation rates on the grain surfaces. The photo-
desorption rates are approximately equal in the three models
(same flux) but since HUV-LH-Tg produces a larger water abun-
dance on grain surfaces the final gas-phase abundance is much
larger. It results in a column density of water about a factor 10
larger in HUV-LH-Tg than in the other two models. On the other
hand, the B14’s prescription increases only marginally the col-
umn density of gas-phase water.

Multi-grain models The vertical snow-line is far less apparent
(Fig. 17, top row, middle and right column). Both models have
approximately the same distribution of abundance. because both
have the same dust temperature distribution and same UV. We
notice, however, that B14’s prescription in M-HUV-B14 pro-
duces marginally more water in the upper layer of the disk than
in M-HUV-LH, due to the gas-phase formation of water via the
two sequences presented above.

4.4.2. Water ice

Single-grain models The vertical snow-line location is clearly
defined (see Fig. 16, bottom row), although we note the presence
of a notable band around z = 3 H (z = 2 H) in HUV-LH-Tg (resp.
HUV-LH-Ta). The reason is the following activated hydrogena-
tion reaction:

s-H + s-HOOH→ s-H2O + s-OH (EA = 1400 K). (22)

Indeed, the band illustrates the location in the disk where this re-
action is activated. Below the band, the reaction is not activated
and water ice is mostly photo-desorbed while above the band
the photo-desorption rates competes with the formation rate and
the abundance drops. In HUV-LH-Ta (Fig. 16, middle column),
Reaction 22 is activated at smaller altitudes in the disk since
the dust temperature is globally higher, resulting in a peak in
abundance at around 2 scale heights. In contrast, HUV-B14-Ta
does not exhibit such a peak near z = 2 H since a large fraction
of atomic hydrogen on surfaces is used to create molecular hy-
drogen. This dramatically decreases the quantity of available H
atoms necessary to form water.

Multi-grain models The same mechanisms are at work (see
middle and right columns of Fig.17). Yet, the dust temperature
distribution involves that we find both hot (up to ∼ 95 K) and
cold (as low as ∼ 7 K) grains nearly everywhere in the disk. Con-
sequently, Reaction 22 is activated at lower altitudes and the for-
mation of s-H2O through hydrogenation can occur at higher al-
titudes on cold medium- and large-sized grains so that the snow-
line is located at a higher altitude.

Around the mid-plane In all models, water is found in the form
of ice around the mid-plane, where the desorption by UV flux
and cosmic-rays is limited and where hydrogenation is effective.
For single-grain models, the width of the region where water is

on the icy mantles is larger in HUV-LH-Tg than in the two oth-
ers because, again, the dust temperature is smaller. As presented
in Fig. 15 (bottom right panel), we see that the abundance is in-
versely proportional to the grain size at 30 au. The reason is the
combination of the large binding energy of water and the high
density of small grains. At 100 and 200 au, however, the abun-
dance on large grains (size > 0.1 µm) is larger because the grain
temperature is low enough to allow for effective hydrogenation.

4.5. COMs

Complex organic molecules (COMs), supposedly constituting
the crucial bond between simple ISM molecules and prebiotic
chemistry, are hard to detect due to their low abundance and
weak emission lines originating from their molecular complex-
ity. This is especially true for objects with small spatial exten-
sions like disks. Simple organic molecules have been regularly
detected over the last decades such as H2CO (Dutrey et al. 1997;
Aikawa et al. 2003; Öberg et al. 2011), HC3N (Chapillon et al.
2012), CH3CN (Öberg et al. 2015) and CH3OH (Walsh et al.
2016). We investigate here the effectiveness of our models to
synthesize COMs from surfaces or gas-phase when given suffi-
cient time (5 × 106 yrs).

4.5.1. Methyl Cyanide (CH3CN)

C-N bonded species are very important for the synthesis of
Glycine (Goldman et al. 2010). Öberg et al. (2015) have ob-
served methyl cyanide (CH3CN) in the disk around the Herbig
Ae star MWC 480, a star exhibiting a stronger UV flux and a
warmer disk than a TTauri star.

CH3CN to HCN abundance ratio To facilitate comparisons,
we discuss the abundance of CH3CN relative to HCN, as prac-
ticed in cometary studies (Mumma & Charnley 2011; Öberg
et al. 2015). The model that produces the largest CH3CN/HCN
ratio is the single-grain model HUV-LH-Tg with ∼ 14% (verti-
cally integrated) at 100, 120 and 140 au while the other single-
grain models produce nearly more than ∼ 1% at these radii. The
outer regions (200-250 au) produce a larger ratio (up to 9%)
than the inner disk regions in the warm grain single-models,
whereas the peak is in the region around 100 au in HUV-LH-
Tg. In multi-grain models, the gas-phase abundance ratio never
exceeds 1%. However, it never goes below 0.1%, implying a
rather uniform production of CH3CN along the radius as com-
pared to the single-grain models. M-HUV-B14 produces slightly
more CH3CN than M-HUV-LH. The model HUV-LH-Tg (with
the coldest grains overall) is the one that globally produces the
largest CH3CN/HCN ratio.

CH3CN in gas-phase In the upper regions, the main known
pathways to form gas-phase CH3CN are the reaction of HCN
with CH+

3 and the photo-desorption of icy CH3CN (thermal des-
orption is not effective because of the large binding energy of
CH3CN). Results show that the reaction between HCN and CH+

3
is the most effective route in M-HUV-B14 while only photo-
desorption is effective in M-HUV-LH. The reason is straight-
forward since the production of CH+

3 requires the presence of
molecular hydrogen:

C+ H2−−→ CH+
2

H2−−→ H + CH+
3 (23)
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Fig. 16: Water abundance in the gas-phase (top) and on the grain surfaces (bottom) of the single-grain models. Left column shows
the abundances in HUV-LH-Tg, middle in HUV-LH-Ta and right one in HUV-B14-Ta. In the top row, the solid black lines show the
dust temperature iso-contours, in the bottom row they denote iso-contours of scale heights.
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Fig. 17: Water abundance in the gas-phase (top) and on the grain surfaces (bottom). Left column shows the abundances in HUV-
LH-Tg and middle and right column in the multi-grain models. In the top row, the solid black lines show the dust temperature
iso-contours, in the bottom row they denote iso-contours of scale heights.
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Fig. 18: Altitude above the mid-plane as a function of the abun-
dance relative to H of CH3CN at 100 au. Blue line shows the
abundance produced by model M-HUV-LH, red line shows the
abundance produced by model M-HUV-B14. We see that the
abundance dramatically drops above ∼ 2 scale heights in M-
HUV-LH while M-HUV-B14 keeps a rather high abundance at
high altitudes. This is due to the available quantity of gas-phase
H2 in M-HUV-B14, which enhances the production of CH+

3 .

and H2 is much more abundant in M-HUV-B14 in the upper lay-
ers. At 100 au, the abundance of CH+

3 in M-HUV-LH is very
low (∼ 10−20) as compared to the abundance in M-HUV-B14
(∼ 10−10). It follows that, as seen in Fig. 18, M-HUV-B14 pro-
duces much more CH3CN than in M-HUV-LH. Therefore, the
presence of H2 appears to be decisive for the production of gas-
phase CH3CN in the upper regions of the disk. However, this
difference between the two models does not significantly impact
the total column density of CH3CN as most of it is produced near
the mid-plane.

CH3CN ices Figure 20 (bottom) shows the abundance of
CH3CN ices in the mid-plane relative to the grain size as a func-
tion of the radius. CH3CN mostly stays on warm small grains
while there is a large drop in abundance around grain popula-
tions of size ∼ 0.317 µm. The results show that the two main
reactions that lead to icy CH3CN are the adsorption of gas-phase
CH3CN onto the surfaces and the following surface reaction:

s-CH3 + s-CN→ s-CH3CN. (24)

CH3CN is more abundant on small grains because of three main
reasons. The first reason is the large number density of small
grains that implies large collision rates with 1) gas-phase pro-
duced CH3CN and 2) with CH3 that, despite a low binding en-
ergy, will briefly stick and quickly react with s-CN (see reaction
24). The second reason is the high binding energy of CH3CN
(Eb(CH3CN) = 4680 K Wakelam et al. 2017) and of the pre-
cursors (s-CN) so that they stay on small grain surfaces. More-
over, the temperature of small grains is sufficiently high to allow
precursors to diffuse on the surface and increase reaction rates.
The last reason is that even if CH3CN ices can be formed on
large grain surfaces, photo-desorption rates are large enough for
CH3CN to be desorbed from large grains and seed small grains
as the disk evolves.
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1
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4

z/
H

M-HUV-LH
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Fig. 19: Altitude above the mid-plane as a function of the abun-
dance relative to H of CH3OH at 100 au. Blue line shows the
abundance produced by model M-HUV-LH, red line shows the
abundance produced by model M-HUV-B14. We see that the
abundance dramatically drops at ∼ 2 scale heights in both mod-
els, although M-HUV-B14 maintains a larger abundance than M-
HUV-LH at high altitudes.

4.5.2. Methanol and formaldehyde

CH3OH in gas-phase For multi-grain models, Fig. 19 shows
that the vertical profile of gas-phase CH3OH is divided into two
layers separated by an abrupt drop in abundance at ∼ 2 H, which
corresponds roughly to the dust temperature transition (Fig. 6).
There is a peak in gas-phase CH3OH at ∼ 1.8 H in both mod-
els. This corresponds to the location where dust temperature is
low enough for adsorbed CO to be hydrogenated and where the
UV flux is high enough to efficiently photo-dissociate a signif-
icant fraction of newly formed methanol. The lower layer (< 2
H) contains most of CH3OH column density. In the upper layer,
M-HUV-B14 produces more CH3OH than M-HUV-LH.

CH3OH to H2CO abundance ratio In multi-grain models, the
ratio CH3OH/H2CO increases by a factor of ∼ 2 to 3 in the out-
ermost region (≥ 200 au) between 106 and 5 × 106 years while
it remains stable in the inner region (< 100 au). In M-HUV-B14,
after 106 years, the averaged ratio in the region 80 - 120 au is
equal to 1.3. This appears to be consistent with the observed ratio
in TW Hya (Walsh et al. 2016; Carney et al. 2019). In M-HUV-
LH, the averaged ratio is equal to 2.4. The difference is due to a
more efficient pathway to form H2CO in the upper disk regions
of M-HUV-B14. Gas-phase H2CO is efficiently formed through
the following sequence:

H2 + CH+
3 → CH5+ (25)

CH+
5 + e− → H + H + CH3/H2 + CH3 (26)

O + CH3 → H + H2CO. (27)

This shows that molecular hydrogen is a key element in the
formation process of gas-phase formaldehyde and M-HUV-B14
provides much more H2 than M-HUV-LH.

Grain size dependence of surface chemistry for CH3OH Fig-
ure 20 gives a set of maps of ice abundance in the mid-plane with
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grain sizes as a function of the computed radii. Top left panel is
the grain temperature which allows to analyse the surface abun-
dance in view of the surface temperature. We have same results
for both multi-grain models. On icy mantles, both s-H2CO and
s-CH3OH are formed via the same hydrogenation sequence:

s-CO
H−→ s-HCO

H−→ s-H2CO
H−→ s-CH3O

H−→ s-CH3OH. (28)

However, we note that H2CO is mainly formed in the gas-phase.
As seen in Fig. 20 (top right), CO tends to be efficiently adsorbed
onto cold surfaces (Td / 17 K). The map of H2CO (bottom
left) grossly follows the same distribution although the trend is
globally less pronounced. CH3OH, on the other hand, exhibits
a totally different distribution and tend to concentrate on small
grain surfaces (bottom right). The main reason comes from the
fact that the binding energy increases as the molecules become
more complex (e.g., Eb(CO) ∼1200 K, Eb(H2CO) ∼3200 K,
Eb(CH3OH) ∼5500 K Minissale et al. 2016; Noble et al. 2012;
Collings et al. 2004) and that the hydrogenation of H2CO (which
leads to CH3OH) has an activation barrier and cannot efficiently
occur on cold grain surfaces.

4.6. Impact for planet formation

Planet formation is strongly linked to grain growth and dust
disk evolution. Our study reveals some interesting trends which
should influence it.

For a T Tauri disk of a few Myr, radial changes of the mil-
limeter spectral index (e.g. Birnstiel et al. 2010) reveal that, after
settling, large grains have drifted towards the central star. Typ-
ically, grains larger than a few 0.1- 1 mm are located inside a
radius of 50-80 au. Beyond this, dust disks have a spectral in-
dex which is similar to that observed in the ISM, suggesting a
similar size distribution, even if settling still occurs with larger
grains residing onto the mid-plane. As a consequence, towards
the mid-plane, one expects to observe different icy layers on
grains in the inner (large cold grains) and outer disk (warmer
smaller grains). We have seen in the previous section that CH4
and H2O are preferentially located on large grains while CO2
remains on smaller ones (Fig. 15). This implies also a different
chemical coupling between the gas and solid phase. Moreover,
we have seen that complex molecules tend to stick and remain
on small warmer grains (≤ ∼ 0.1 µm), which are less likely to
drift toward the inner disk. The outer disk (r ≥ 80 au) is there-
fore assumed to support rich chemistry on small grains which
are probable precursors to cometary nuclei. On the other hand,
as larger grains drift efficiently toward the inner region, their sur-
face temperature is likely to vary during the journey which can
allow for the growing chemical complexity to occur until the less
refractory molecules become vaporized when sufficiently close
to the star. Therefore, rich chemistry of the inner disk region can
be assumed to come from the gas-phase which is later accreted
by planetary embryos, while rich chemistry of the outer disk re-
gion occurs on the small grain surfaces and then seeds the inner
region through planet-cometary collision in later phases of the
disk.

Grain-grain collisions may modify this picture. The charac-
teristic timescale (the time for a large grain to encounter small
grains of equivalent area) around 100 au is of order 104–105

years. However, while large grains may accrete the smaller ones,
and inherit part of their surface composition while growing,
small grains are re-created by disruptive events that may severely
affect their surface layer and ice mantles. The outcome of the sur-

face state during such grain-grain collisions remains to be stud-
ied.

Nevertheless, in all cases, the grain size distribution, because
it results in a spread of dust temperature, allows for a faster de-
pletion of C and O, that are converted to s-CO2 on the colder
grains in the disk mid-plane, but also a more active surface chem-
istry leading to formation of COMs on the warmer grains in the
upper layer. Such a behaviour cannot be reproduced by a single
grain temperature chemical model, because the formation pro-
cesses are highly non-linear, since the mobility and evaporation
efficiency depend exponentially on dust temperature.

The range in dust temperatures also spreads out spatially the
snow-lines that become fuzzy. The spatial extent of these “snow
bands” will depend on the specific dust properties and disk mass.
The temperature spread is larger for less massive disks.

As disks evolve, the amount of dust (and gas) decreases until
they reach the optically thin, debris disk phase. A less massive
dust disk necessarily implies a warmer dust disk, which should
affect the composition of the icy layers at the grain surface in
evolved disks. Recent surveys of 5-40 Myr old disks suggest the
existence of an intermediate phase (at least for Herbig Ae stars)
between debris and proto-planetary disks (e.g. Kóspál et al.
2013; Péricaud et al. 2017). The so-called hybrid disks share
dust properties similar to those observed around debris disks,
while the amount of gas is still significant, and a larger than stan-
dard gas-to-dust-ratio is observed. For instance, in HD141569,
Di Folco et al. (2020) observed a CO surface density which
is only a factor 10 lower than in a typical protoplanetary HAe
disk, whereas the amount of millimeter grains is a factor 50
times smaller than in typical young disks. The reduced amount
of grains, and in some cases at least possible changes in the grain
size distribution (e.g. Hughes et al. 2018), should affect the grain
surface chemistry during the late phases of disk evolution. More
simulations of older, gas-rich disks with a small amount of dust
and a larger gas-to-dust ratio are needed to quantify the impact
on chemistry and planet formation.

5. Summary

We presented here a new chemical model of proto-planetary
disks that consistently accounts for the impact of grain sizes on
the dust temperatures and UV penetration. Representative results
were obtained for a typical disk around T Tauri stars, using pa-
rameters derived from the Flying Saucer observations (Dutrey
et al. 2017). We coupled the chemical code NAUTILUS and ra-
diative transfer code POLARIS to use a consistent distribution
of grain sizes and temperatures, accounting for size-dependent
dust settling. We implemented in NAUTILUS a new method to
account for self and mutual shielding of molecules in photo pro-
cesses, method that accounts for the frequency dependence of
photo-rates. The outputs of multi-grain models are compared to
those of single grain size, using two different assumptions for
the single-grain temperature: equal to the (assumed) gas temper-
ature, or to the area-weighted mean temperature of the multi-
grain models.

– We identify the formation of H2 through Langmuir-
Hinshelwood mechanism as inefficient for a grain size distri-
bution, and the amount of atomic H as critical for the chem-
istry of the upper layers (2-4 H). The parametric method of
Bron et al. (2014), that accounts for temperature fluctua-
tions for small grains, appears more appropriate to produce
enough H2.
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Fig. 20: multi-grain models: Maps of ice abundance relative to H in the mid-plane, with grain sizes as a function of the radius. Top
left panel is the distribution in grain temperature. We see that the hottest region is located at around 60 au from the star on grains of
size 0.148 µm.

– Comparisons between the models reveal differences of more
than 1-2 orders of magnitudes for some abundant gas-phase
species. Most of these differences arise from above 1.5H,
despite the larger UV penetration in multi-grain models.

– The location of the H2O vertical snow-line is partly regulated
by the UV penetration but also by the amount of H2. In the

upper disk layers, the amount of H2 also regulates the forma-
tion of H2CO, although this molecule is mostly formed, like
CH3OH, on grain surfaces.

– CH3CN, like CH3OH to a lesser extent, is preferentially
formed on warmer grains that allow for a larger diffusivity
of precursors on the grain surface.
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– At 100 au, in the mid-plane, disks with colder dust produce
more H2O and CH4 while those with warmer dust produce
more CO2 on grain surfaces.

– As soon as CO is locked onto large (hence colder) grains
(a > 1µm), it remains trapped until the end of the simulated
evolution.

– The spread of temperatures available with grain size distri-
butions simultaneously provides surface chemistry for cold
and warm grains that cannot be mimicked by a unique dust
temperature. In particular, it allows depletion of C and O to
proceed efficiently (by conversion to CO2 or CH4 and H2O
on colder grains), while the COMs production is boosted on
the warmer grains.

– Another direct consequence of having different dust tem-
peratures at the same location is a spatial spread-out of the
snow-lines.

Our results clearly show that the chemistry of proto-
planetary disks cannot simply be represented by a single grain
size and temperature.

Finally, our disk model assumes a relatively high dust mass
(i.e. an optically thick dust disk). An optically thinner dust disk
would impact the UV penetration and dust temperature, chang-
ing the chemistry at play even on the mid-plane. This remains to
be investigated to determine how it can affect the grain surfaces
and then the composition of planetesimals and embryos.
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Appendix A: Formal description of the model

Unless otherwise specified, we use subscript g for gas quantities
and subscript d for dust. Subscript 0 is used for reference values.

Appendix A.1: Gas disk structure

We describe here the gas temperature and disk structure.
We neglect gas pressure and disk self-gravity, and thus as-

sume that the disk is in Keplerian rotation around the host star:

vg(r) =

√
GM∗

r
⇐⇒ Ωg(r) =

√
GM∗

r3 (A.1)

where r is the radius.
The gas surface density Σg(r) also follows a power law:

Σg(r) = Σg,0

( r
R0

)−p
. (A.2)

and, by integration, the gas surface density Σg,0 at the reference
radius R0 for p , 2 is related to the gas disk mass by:

Σg,0 =
MgR−p

0 (2 − p)

2π
(
R2−p

out − R2−p
in

) , (A.3)

where Rin and Rout are the inner and outer radii of the disk.
The gas temperature is not self-consistently derived from the

dust temperature distribution but imposed by analytical laws.
The kinetic temperature Tk in the mid-plane is given by

Tk(r, z = 0) = Tmid,0

( r
R0

)−q
(A.4)

Following Dartois et al. (2003), we allow for a warmer disk at-
mosphere using the formulation of Williams & Best (2014)

Tg(r, z) = Tmid(r) + (Tatm(r) − Tmid(r)) sin
(
πz

2zatm

)2σ
(A.5)

where σ is the siffness of the vertical temperature profile and zatm
is the altitude at the upper boundary of our disk model (4 scale
heights H), meaning that the temperature above 4 H is constant.
The atmosphere temperature is also given by a power law with
the same exponent as that of the mid-plane temperature:

Tatm(r) = Tatm,0

( r
R0

)−q
(A.6)

Isothermal case: If the gas temperature is vertically isother-
mal, we can derive the vertical density structure by assuming
hydrostatic equilibrium at the mid-plane temperature. Conse-
quently the gas vertical mass distribution follows a Gaussian pro-
file :

ρg(r, z) = ρg,mid(r) exp
− z2

2 Hg(r)2

 (A.7)

where ρg,mid(r) is the density in the mid-plane, that is related to
the surface density by

ρg,mid(r) =
Σg(r)√
2πHg(r)

(A.8)
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Fig. A.1: Scale heights of the grain distribution for the 16 differ-
ent grain sizes as a function of the radius. The grain averaged size
interval ranges from 0.007 to 651 µm. Small grains scale heights
(size < 0.317 µm) practically follow the gas scale height. For
larger grains the settling factor (Eq. A.21) becomes significant
and the dust scale height decreases.

The scale height Hg(r) is given by

Hg(r) =
Cs(r)
Ωg(r)

(A.9)

and using the definition of the temperature law from Eq.A.4

Hg,0 =
Cs (R0)
Ω (R0)

=

√
kbTmid,0R3

0

µm mH GM∗
(A.10)

where µm is the mean molecular weight, and mH the Hydrogen
mass. The temperature and velocity being power laws, the scale
height H(r) also follows a power law:

Hg(r) = Hg,0

( r
R0

) 3
2− q

2

(A.11)

Vertical temperature gradient: With a vertical temperature gra-
dient, the vertical gas profile deviates from a Gaussian profile. In
Nautilus, we compute the gas density for each vertical cell zi at
a given r by solving out locally the equation as in Hersant et al.
(2009):

ln(ρg(zi) = ln(ρg(zi−1))−(Ω2 µmH

kBTg(zi)
+(ln(Tg(zi))−ln(Tg(zi−i)))

(A.12)

Appendix A.2: Dust distribution and properties

Appendix A.2.1: Dust material

We assume that the grains are made of an homogeneous mixture
of a population of silicate grains (62.5%) and graphite grains
(37.5%). This composition is used both for radiative transfer and
chemical modelling. This leads to a material specific mass den-
sity for dust grains in all this study equal to ρm = 2.5 g.cm−3.
The grain temperatures are defined for each grain sizes using ra-
diative transfer simulations as described in Section 2.2.2.
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Appendix A.2.2: Size distribution

We consider a size dependent grain population. Overall, this
grain population is derived assuming no radial drift, but account-
ing for dust settling as a function of height. The surface density
of a grain population of size a is thus given by

σd(r, a) = σd,0(a)
( r
R0

)−p
. (A.13)

where σd,0(a) is the surface density of grains of size a at refer-
ence radius. Eq. A.13 implies that the total dust surface density
is:

Σd(r) =

∫

a
σd(r, a)da, (A.14)

which we associate to the overall (vertically integrated, equiva-
lently disk averaged) dust-to-gas mass ratio ζ through Σd(r) =
ζΣg(r). The mass fraction of grains of size [a, a + da] is given by

xada =
m(a)dn(a)∫ amax

amin
m(a)dn(a)

=
m(a)dn(a)

mdust
(A.15)

where the size distribution in number dn(a) is assumed to follow
a power law of exponent d:

dn(a) = Ca−dda (A.16)

where C is a normalisation constant. C is related to the dust mass
by simply integrating over the size as follows:

mdust =

∫ amax

amin

m(a)dn(a) =

∫ amax

amin

4π
3
ρmCa3−dda (A.17)

where ρm is the specific mass density defined in the previous
section. Using Eq.A.15 and the definition of ζ yields

σd(r, a) = xaζΣg(r) =
ζΣg(r)a3−d

∫ amax

amin
a3−dda

(A.18)

For radiative transfer and chemistry simulations the grain
size distribution is discretized into several logarithmically dis-
tributed subranges with relative dust masses of the ith grain size
interval:

md,i

md
=

∫ amax,i

amin,i

4
3πρgraina3n(a)da

∫ amax

amin

4
3πρgraina3n(a)da

=
a4−d

max,i − a4−d
min,i

a4−d
max − a4−d

min

. (A.19)

The relative dust mass per bin and the relative area per bin
(which also quantifies the number of chemical sites) are given
in Table A.1.

Appendix A.2.3: Dust settling

To account for size-dependent dust settling, we assume that the
vertical profile for a given grain size has a Gaussian shape:

ρd(r, z, a) =
σd(r, a)√
2πHd(r, a)

exp
(
− z2

2 Hd(r, a)2

)
. (A.20)

Because dust grains do not react to pressure forces in the same
way as gas, the dust scale height will differ from that of the gas.
Following Boehler et al. (2013), we define the settling factor,

Table A.1: Overview of the grain size intervals

bin averaged size (µm) relative dust
mass

relative area

1 0.007 0.10 % 30.5 %
2 0.015 0.15 % 20.8 %
3 0.032 0.22 % 14.2 %
4 0.069 0.33 % 9.73 %
5 0.15 0.48 % 6.67 %
6 0.32 0.70 % 4.59 %
7 0.68 1.03 % 3.19 %
8 1.46 1.50 % 2.25 %
9 3.13 2.20 % 1.64 %
10 6.69 3.22 % 1.25 %
11 14.4 4.72 % 1.03 %
12 31.0 6.91 % 0.90 %
13 66.0 10.1 % 0.84 %
14 142 14.8 % 0.80 %
15 304 21.7 % 0.78 %
16 651 31.8 % 0.76 %

that is the ratio between Hd(r, a) and the gas scale height near
the mid-plane Hg(r)

s(a, r) =
Hd(a, r)
Hg(r)

(A.21)

that can be related to the dust properties through the stopping
time. The stopping time of a dust particle τs is the characteristic
time for a dust particle initially at rest to reach the local gas ve-
locity. We use the dimensionless stopping time Ts(r, z) defined
as the product of τs and the Keplerian angular momentum Ω(r)
which is a way to compare the stopping time to the dynamical
time in the disk. Garaud & Lin (2004) showed that dust friction
with gas in protoplanetary disks is well described by the Epstein
regime, in which the dimensionless stopping time is given by:

Ts(r, z) = τsΩg(r) =
aρm

ρg(r, z)Cs
Ω(r) (A.22)

The stopping time depends linearly on the grain size. Using
Eq. A.9 we can write:

Ts(r, z) =
aρm

ρg(r, z)Hg(r)
=

√
2πaρm

Σg(r)
exp

(
− z2

2Hg(r)2

)
. (A.23)

The settling factor is given by the approximation of Dong et al.
(2015):

s(a, r) =
Hd(a, r)
Hg(r)

=
1√

1 + Ts,mid
S c
α

(A.24)

where α is the α viscosity coefficient,

Ts,mid =

√
2πaρm

Σg(r)
(A.25)

is the dimensionless stopping time in the mid-plane, and S c is
the Schmidt number. The Schmidt number is a dimensionless
number defined by the ratio between the turbulent viscosity νt
and the turbulent diffusion Dt:

S c =
νt

Dt
. (A.26)

Figure A.2 shows the settling factor at the reference radius as de-
fined in Dong et al. (2015) compared to the asymptotic behavior
used by Boehler et al. (2013) and the values from the numerical
simulations of Fromang & Nelson (2009).
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Fig. A.2: Settling factor as a function of the dimensionless stop-
ping time at R0. In green the model given by Boehler et al.
(2013), the red dots show the simulation values of Fromang &
Nelson (2009) and the blue curve is the model of Dong et al.
(2015) that we use.

Table B.1: Adopted elemental initial abundances relative to H.

Element abundance (relative to H) mass (amu)

He 9.0(-2) 4.00
C 1.7(-4) 12.00
N 6.2(-5) 14.00
O 2.4(-4) 16.00
Si 8.0(-9) 28.00
S 8.0(-8) 32.00
Fe 3.0(-9) 56.00
Na 2.0(-9) 23.00
Mg 7.0(-9) 24.00
Cl 1.0(-9) 35.00
P 2.0(-10) 31.00
F 6.7(-9) 19.00

Appendix B: Self and Mutual Shielding

The local UV flux in the disk is not a simple sum of the attenu-
ated stellar and interstellar fields because of scattering by dust
grains. Scattering can be significant near the disk mid-plane,
where the optical depths are large. However, molecular shield-
ing is most important only in the upper layers, when dust optical
depth remains low while molecular optical depth can be signifi-
cant.

Thus, at first order, to evaluate the impact of self-shielding,
we neglect scattering in our analysis by writing in a simple form
the local flux I in the cell of coordinates (r, z) as follows:

I(λ, r, z) ≈ IIS RFe−τ
V

+ I∗(r, z)e−τ
R

(B.1)

where IIS RF is the incident flux from the ISRF, I∗(r, z) is the spa-
tially diluted, unattenuated, incident flux from the central star, τV

is the vertical opacity generated by the disk matter above the lo-
cal point (r, z) and τR is the radial opacity generated by the matter
between the central star and the local point. As the opacities are
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Fig. B.1: Elevation above the midplane as a function of the ra-
dius. The dotted black lines are scale heights of the gas (1 H, 2
H, 3 H and 4 H). The red lines are radiation emitted from the
central star and from the interstellar radiation field (ISRF). The
coordinates (r, z) represent a point at where both fields cross.

a contribution of both dust and gas, we write:

τV = τV
m + τV

d

τR = τR
m + τR

d (B.2)

where m stands for molecules and d for dust. So the local ex-
pression becomes:

I(λ, r, z) ≈ IIS RFe−(τV
d +τV

m) + I∗e−(τR
d +τR

m) (B.3)

The local flux weighted by the dust only Id can also be approxi-
mated by:

Id(λ, r, z) ≈ IIS RFe−τ
V
d + I∗e−τ

R
d (B.4)

POLARIS treats consistently scattering by dust and this sim-
ple expression was checked to be a reasonable approximation in
the upper layers where molecular shielding is important.

At a given wavelength, the molecular opacity is defined as
follows:

τm(λ, r, z) =
∑

X

∫

l= f (r,z)
n(X, r, z)σ(X, λ)dl (B.5)

where X includes all molecules for which we have cross-
sections (including H2O), n(X, r, z) is the number density
[cm−3] of species X at coordinates (r, z) and σ(X, λ) is the sum
of the absorption, dissociation and ionization cross-sections of
species X at wavelength λ. Depending on whether the radiation
is from the interstellar medium or from the central star, the line
l over which we integrate is either the altitude z above the cell
of coordinates (r, z) or the radial distance

√
r2 + z2 between the

central star and the considered cell, respectively.
Figure B.2 shows the vertical opacities generated both by the

dust (dotted lines) and the molecules (solid lines). The opacities
are given for different altitudes at 100 au. H2, CO and N2 are
the main contributors to the line opacity.
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As shown in Figs. B.2, at all wavelengths where H2 con-
tributes to the attenuation (λ . 115 nm), its opacity is in all parts
of the disk always substantially larger than the dust opacity.

While calculating the vertical molecular opacity τV
m is trivial,

characterizing the radial molecular opacity τR
m is more difficult

as it couples different radii and thus their chemical evolution
together. Given the significant computing time involved in the
multi-grain model, we show below that we can reasonably sim-
plify the problem through a simple approximation.

Self or mutual shielding is only relevant for high molecular
opacities, because frequencies where molecular shielding occurs
cover a limited fraction of the UV domain. In regard to Fig-
ure B.1, we introduce the ratio between the radial and vertical
molecular optical depths as follows:

RV =
τR

m

τV
m

(B.6)

and Eq. B.3 can be rewritten as:

I(λ, r, z) ≈ e−τ
V
m

(
IIS RFe−τ

V
d + I∗e−τ

R
d e−τ

V
m(RV−1)

)
(B.7)

Strictly speaking, RV is position and frequency dependent, since
the radial and vertical distribution of molecules differ.

The geometry shown in Figure B.1 indicates that RV should
be ≥ 1 and we approximate Eq. B.7 by:

I(λ, r, z) ≈ e−τ
V
m

(
IIS RFe−τ

V
d + I∗e−τ

R
d

)
≈ e−τ

V
m Id(λ, r, z) (B.8)

This approximation may underestimate the molecular shield-
ing when τV

m is . 1, while τR
m is substantially larger than 1,

impacting thus the details of the H2 formation layer and more
generally the physico-chemistry in the upper disk atmosphere.
Studying the disk upper layer is out of the scope of our paper
(and would require the use of a PDR code). In fact, our approxi-
mation becomes reasonable as soon as dust attenuation is signif-
icant, a situation which happens at z/H < 3.5 − 3.8 in our dust
disk model (which has a relatively high dust mass), and does not
affect our results on the molecular layer and below.

In summary, everywhere in the disk, self and mutual shield-
ing are considered by applying the attenuation by the vertical
opacity due to molecules to the radiation field computed with
dust only by the POLARIS code:

I(λ, r, z) = e−τ
V
m Id(λ, r, z) (B.9)

where Id(λ, r, z) explicitly includes the impact of dust scattering
that is handled by POLARIS.

It is important to mention that compared to empirical, pre-
computed factors as a function of visual extinction and H2 col-
umn densities (or also CO and N2 for self-shielding), this ap-
proach has the advantage to take consistently the dust extinction
into account for the specific dust properties and distribution.

Consequently, we use Eq. B.9 to compute the photorates and
the vertical molecular opacities are computed using Eq. B.5 in
all our simulations. Figure B.3 gives the flux as a function of the
wavelength in the mid-plane and in the upper atmosphere (4 H)
at 100 au for the disk whose parameters are given in Table 1.
It shows a comparison between the flux as given by the radia-
tive transfer simulation (dotted lines) and the flux as given by
Eq. 2 which takes into account the molecular contribution to the
opacity (solid line). The attenuation by spectral lines, especially
those of H2, is clearly visible. The contribution of the molecules
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Fig. B.2: Vertical optical depth as a function of wavelengths
given at different scale heights Hg (0 H, 2 H, 4 H) of a disk at
100 au away from the star. Solid lines are molecular opacities,
dotted lines are dust opacities.
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Fig. B.3: Flux as a function of the wavelength in the midplane
(black lines), at 2 H (red lines) and at 4 H (blue lines) at 100
au. The unattenuated UV spectrum is derived from France et al.
(2014) with spectral resampling preserving the equivalent widths
of the lines..

to the opacity occurs in a limited range of the UV domain. Al-
though our chemical code (Section 2.3) computes other molec-
ular species that contribute to the UV opacity, their abundance
relative to H2 remains small and limit their contribution.

Appendix C: HUV cases

In Figs.C.1 and C.2 we present the vertical profiles at 100 au of
the fractional abundances and number densities of gas-phase H,
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H2, CO, CS and CN in HUV single-grain models and multi-grain
models, respectively.
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Appendix D: LUV cases

In Figure D.1 we present vertical cumulative column density of
H2, CO, CS and CN at 100 au from the LUV models. The pro-
files are very similar to that of the HUV models below z ∼ 2H
(see Fig. 9). We shall note a few noticeable differences. The
model M-LUV-LH produces a larger column density of CS than
M-HUV-LH. As for CN, it is clear that M-HUV-B14 produces
a larger column density than M-HUV-LH. In the case of LUV
multi-grain models, the difference is far less pronounced and
M-LUV-LH produces a slightly larger column density than M-
LUV-B14. These different results are mostly due to the lower
UV penetration in the case of the LUV models than in the HUV
models.

In Figure D.2 we present maps of number density for H2,
CO, CS and CN in the case of LUV single-grain models. Again,
the similarity with HUV models is clear. The profiles around the
mid-plane are identical between LUV and HUV. The impact of
the different flux on the upper layers is visible. The peak of CO,
CS and CN are located at higher altitudes and are globally wider
in LUV models. We note one major difference for CN between
LUV and HUV models. HUV-LH-Ta exhibits a clear spike of
CN density around 2H while, conversely, LUV-LH-Ta exhibits a
drop at the same location.

Figs. D.3 and D.4 show the vertical profiles at 100 au of the
fractional abundances and number densities of gas-phase H, H2,
CO, CS and CN in LUV single-grain models and multi-grain
models, respectively.

Article number, page 30 of 36



S. Gavino et al.: Impact of Size-dependent Grain Temperature on Chemistry in Protoplanetary Disks

10 9 10 7 10 5 10 3 10 1

ab(H)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(H)
n(H)

10 1 101 103 105 107 109
n(H)

10 9 10 7 10 5 10 3 10 1

ab(H)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(H)
n(H)

10 1 101 103 105 107 109
n(H)

10 9 10 7 10 5 10 3 10 1

ab(H)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(H)
n(H)

10 1 101 103 105 107 109
n(H)

10 6 10 5 10 4 10 3 10 2 10 1 100

ab(H2)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(H2)
n(H2)

100 102 104 106 108
n(H2)

10 6 10 5 10 4 10 3 10 2 10 1 100

ab(H2)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(H2)
n(H2)

100 102 104 106 108
n(H2)

10 6 10 5 10 4 10 3 10 2 10 1 100

ab(H2)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(H2)
n(H2)

100 102 104 106 108
n(H2)

10 16 10 14 10 12 10 10 10 8 10 6 10 4

ab(CO)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CO)
n(CO)

10 5 10 3 10 1 101 103 105
n(CO)

10 16 10 14 10 12 10 10 10 8 10 6 10 4

ab(CO)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CO)
n(CO)

10 5 10 3 10 1 101 103 105
n(CO)

10 16 10 14 10 12 10 10 10 8 10 6 10 4

ab(CO)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CO)
n(CO)

10 5 10 3 10 1 101 103 105
n(CO)

10 19 10 17 10 15 10 13 10 11 10 9

ab(CS)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CS)
n(CS)

10 11 10 9 10 7 10 5 10 3 10 1
n(CS)

10 19 10 17 10 15 10 13 10 11 10 9

ab(CS)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CS)
n(CS)

10 11 10 9 10 7 10 5 10 3 10 1
n(CS)

10 19 10 17 10 15 10 13 10 11 10 9

ab(CS)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CS)
n(CS)

10 11 10 9 10 7 10 5 10 3 10 1
n(CS)

10 16 10 14 10 12 10 10 10 8

ab(CN)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CN)
n(CN)

10 7 10 6 10 5 10 4 10 3 10 2 10 1 100
n(CN)

(a) HUV-LH-Tgas

10 16 10 14 10 12 10 10 10 8

ab(CN)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CN)
n(CN)

10 7 10 6 10 5 10 4 10 3 10 2 10 1 100
n(CN)

(b) HUV-LH-Ta

10 16 10 14 10 12 10 10 10 8

ab(CN)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CN)
n(CN)

10 7 10 6 10 5 10 4 10 3 10 2 10 1 100
n(CN)

(c) HUV-B14-Ta

Fig. C.1: Vertical profiles of H, H2, CO, CS and CN at 100 au from the star of the HUV single-grain models. The dotted line is the
abundance relative to H and the solid line is the density [cm−3].

Article number, page 31 of 36



A&A proofs: manuscript no. impact_of_temperature-aa

10 9 10 7 10 5 10 3 10 1

ab(H)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(H)
n(H)

10 1 101 103 105 107 109
n(H)

10 9 10 7 10 5 10 3 10 1

ab(H)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(H)
n(H)

10 1 101 103 105 107 109
n(H)

10 9 10 7 10 5 10 3 10 1

ab(H)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(H)
n(H)

10 1 101 103 105 107 109
n(H)

10 6 10 5 10 4 10 3 10 2 10 1 100

ab(H2)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(H2)
n(H2)

100 102 104 106 108
n(H2)

10 6 10 5 10 4 10 3 10 2 10 1 100

ab(H2)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(H2)
n(H2)

100 102 104 106 108
n(H2)

10 6 10 5 10 4 10 3 10 2 10 1 100

ab(H2)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(H2)
n(H2)

100 102 104 106 108
n(H2)

10 16 10 14 10 12 10 10 10 8 10 6 10 4

ab(CO)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CO)
n(CO)

10 5 10 3 10 1 101 103 105
n(CO)

10 16 10 14 10 12 10 10 10 8 10 6 10 4

ab(CO)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CO)
n(CO)

10 5 10 3 10 1 101 103 105
n(CO)

10 16 10 14 10 12 10 10 10 8 10 6 10 4

ab(CO)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CO)
n(CO)

10 5 10 3 10 1 101 103 105
n(CO)

10 19 10 17 10 15 10 13 10 11 10 9

ab(CS)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CS)
n(CS)

10 11 10 9 10 7 10 5 10 3 10 1
n(CS)

10 19 10 17 10 15 10 13 10 11 10 9

ab(CS)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CS)
n(CS)

10 11 10 9 10 7 10 5 10 3 10 1
n(CS)

10 19 10 17 10 15 10 13 10 11 10 9

ab(CS)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CS)
n(CS)

10 11 10 9 10 7 10 5 10 3 10 1
n(CS)

10 16 10 14 10 12 10 10 10 8

ab(CN)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CN)
n(CN)

10 7 10 6 10 5 10 4 10 3 10 2 10 1 100
n(CN)

(a) HUV-LH-Tgas

10 16 10 14 10 12 10 10 10 8

ab(CN)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CN)
n(CN)

10 7 10 6 10 5 10 4 10 3 10 2 10 1 100
n(CN)

(b) M-HUV-LH

10 16 10 14 10 12 10 10 10 8

ab(CN)

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

z/
H

ab(CN)
n(CN)

10 7 10 6 10 5 10 4 10 3 10 2 10 1 100
n(CN)

(c) M-HUV-B14

Fig. C.2: Vertical profiles of H, H2, CO, CS and CN at 100 au from the star of the HUV single-grain model HUV-LH-Tg on the left
column, and multi-grain models on middle and right columns. The dotted line is the abundance relative to H and the solid line is the
density [cm−3].
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Table D.1: LUV cases: column densities of different species at 100 au all models..

H H2 CO CS CN

LUV-LH-Tg 9.70.1020 8.22.1022 4.11.1017 2.34.1012 1.01.1013

LUV-HL-Ta 7.89.1021 7.87.1022 1.21.1018 3.75.1012 1.87.1012

LUV-B14-Ta 9.68.1019 8.26.1022 1.47.1018 2.96.1011 2.25.1013

M-LUV-LH 6.70.1021 7.93.1022 1.79.1017 3.55.1013 5.87.1013

M-LUV-B14 1.34.1019 8.27.1022 1.15.1018 1.33.1013 4.67.1013
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Fig. D.1: Vertical cumulative surface density [cm−2] of H2, CO, CS and CN at 100 au from the star of the LUV models.
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Fig. D.2: Density [cm−3 ] of H2, CO, CS and CN in the gas phase of the single-grain models in LUV regime. Left column shows
the results of LUV-LH-Tg, middle column is the results of LUV-LH-Ta and right column is the results of LUV-B14-Ta.
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Fig. D.3: Vertical profiles of H, H2, CO, CS and CN at 100 au from the star of the LUV single-grain models. The dotted line is the
abundance relative to H and the solid line is the density [cm−3].
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Fig. D.4: Vertical profiles of H, H2, CO, CS and CN at 100 au from the star of the LUV single-grain model HUV-LH-Tg on the left
column, and multi-grain models on middle and right columns. The dotted line is the abundance relative to H and the solid line is the
density [cm−3].
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