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Abstract

To understand how stars can form in the interstellar medium (ISM), it has to be understood how cold
(~ 10 K) and dense (> 10* cm™3) gas can emerge during the evolution of the ISM. This thesis studies
the physical processes responsible for cold and dense gas formation in the ISM in the context of the
GENESIS project!?, which aims to improve our understanding of structure formation in the ISM.
The Herschel Space Telescope revealed that most of this dense star forming gas is organised in fila-
mentary structures. To understand the origin of this dense filamentary gas, multiple CO transitions
were observed towards the Musca filament, which can form low-mass stars, using the APEX telescope.
These observations were complemented with [CII] and [OI] observations by the SOFIA telescope. The
non-detection of [CII] shows that the Musca cloud is embedded in a weak FUV field (< 1 Go). However,
the observed 2C0O(4-3) line with APEX demonstrates the presence of warm (> 50 K) CO gas around
the Musca filament which cannot be explained by radiative heating. A comparison of the observed
12C0(4-3) emission with shock models shows that the emission can be the result of a low-velocity (<
4 km s™1) J-type shock that can be responsible for mass accretion on the filament. This suggests that
low-velocity shocks as a result of continuous mass accretion might play a prominent role in the forma-
tion of cold and dense star forming gas.

The accretion scenario for Musca is further analysed with low-J CO observations from APEX and
NANTEN2 to study the gas kinematics. These observations unveil a velocity gradient over the Musca
filament crest which is correlated with the velocity field of the nearby ambient gas. This suggests that
the velocity gradient is the result of mass accretion from the ambient cloud and fits with the proposed
shock accretion scenario. Analysing the full Musca cloud reveals a spatial and kinematic asymmetry
from low- to high-density gas. This asymmetry is seen as a V-shape in the position-velocity (PV)
diagram perpendicular to the Musca filament. Including atomic hydrogen (HI) observations in the
analysis first of all confirms that Musca is part of a larger HI cloud, the Chamaeleon-Musca complex.
It also demonstrates that the kinematic asymmetry is seen from the HI cloud down to the filament
crest. Furthermore, the CO-HI asymmetry is found for basically all dense regions (Cha I, Cha II, Cha
IIT and Musca) of Chamaeleon-Musca, while HI shows indications of more than one velocity compo-
nent. This asymmetric accretion scenario is predicted by magnetised cloud-cloud collision simulations,
where the bending of the magnetic field is responsible for the observed asymmetric accretion scenario.
The filament formation in Musca can thus be explained by two intersecting converging flows which are
driven by the magnetic field bending due to a large-scale colliding HI flow that triggered the observed
star formation in the full Chamaeleon-Musca complex.

To investigate dense filament formation in a different environment, in terms of star formation activity,
density and ambient FUV field, the high-mass star forming DR21 ridge was selected for a similar study.
This analysis shows a spatial and kinematic asymmetry similar to the one observed in Musca, which
advocates that DR21 is formed by a giant molecular cloud (GMC) collision. However, in the DR21
cloud, gravity plays an important role on large scales (> 1 pc) while for the Musca filament gravity
only starts to dominate locally (r < 0.1-0.2 pc). Due to the high density in the DR21 cloud after
the GMC collision, gravity will drive the evolution of this compressed high-mass star forming cloud.

"https://astro.uni-koeln.de/stutzki/research /genesis
https://astrophy.u-bordeaux.fr /generation-and-evolution-of-structure-in-the-interstellar-medium/



Kinematic observations of the full Cygnus-X north region further show indications of two interacting
velocity components over the entire region, which indicates that a high-velocity (> 10 km s~1) GMC
collision can result in the formation of an OB association similar to OB2. These OB stars then form in
gravitationally collapsing hubs and ridges due to the compression by the GMC collision.

These results put forward that large-scale collisions can play a prominent role in the formation of dense
filaments, which are dynamic structures at the intersection of persistent converging flows driven by
gravity or the magnetic field depending on the region.



Résumé

Pour comprendre la formation des étoiles, il faut étudier les processus physiques qui forment le gaz
froid et dense dans le milieu interstellaire. Le télescope spatial Herschel a récemment démontré que la
majorité du gaz froid et dense est formée de structures filamentaires (des filaments). Dans cette these,
les processus physiques qui forment le gaz dense sont étudiés dans le contexte du projet GENESIS qui
envisage d’avancer la compréhension de la structuration dans le milieu interstellaire.

Plusieurs raies de CO ont été observées avec le télescope APEX autour du filament de Musca. Ces
observations ont été complémentées par des observations [CII] et [OI] avec le télescope SOFIA. La non-
détection de [CII] démontre que le nuage de Musca est situé dans un champ de radiation UV faible (<
1 Go). Par contre, les observations de 12CO(4-3) avec APEX montrent qu'il y a du gaz CO chauffé (>
50 K) autour du filament que l'irradiation UV ne peut pas expliquer. La comparaison avec des modeles
de chocs indique que I'émission 2CO(4-3) doit alors étre le résultat d’un choc J & basse vitesse (< 4
km s—!). L’analyse du spectre >CO(4-3) montre aussi que ’émission venant du choc ressemble & une
signature de choc d’accrétion. Cette observation suggere qu’un choc a basse vitesse, dii a une accrétion
continue, est responsable de la formation du gaz dense et froid du filament de Musca.

Ce scénario d’accrétion du filament de Musca est de plus étudié a grandes échelles dans les raies
CO(2-1) et CO(1-0) obtenues avec les télescopes APEX et NANTEN2. Ces observations montrent un
gradient de vitesse sur la créte de Musca qui est correlé avec le champ de vitesse autour du filament.
L’analyse globale des observations de Musca montre une asymétrie a la fois spatiale et cinématique.
Cette asymétrie est vue comme une forme en V dans le diagramme position-vitesse perpendiculaire
au filament. L’inclusion d’observations du gaz neutre HI dans ’analyse confirme que Musca fait par-
tie d’un nuage HI plus grand, le complexe Chamaeleon-Musca. Le HI montre aussi que 'asymétrie
cinématique est présente des grandes échelles du nuage HI jusqu’aux petites échelles de la créte du fila-
ment de Musca. En comparant le HI avec les vitesses CO de Cha I, Cha II et Cha III, on constate que
I’asymétrie cinématique est présente pour toutes les régions denses du complexe de Chamaeleon-Musca.
Ce scénario d’accrétion asymétrique, qui est observé, est reproduit dans des simulations d’une collision
de nuages magnétisés. Dans ce scénario, c’est la déformation du champ magnétique qui est responsable
de 'accrétion asymétrique. La formation du filament Musca serait ainsi due a la convergence de deux
flots de matiere guidée par la courbure du champ magnétique provoquée par la collision des nuages HI
a grande échelle.

Dans la derniére partie, la cinématique du nuage massif DR21, qui forme des étoiles massives, est
étudiée pour comparer la formation des étoiles massives a celle des étoiles de faible masse. Le nuage
DR21 montre une asymétrie en V similaire a celle de Musca, ce qui indique que le nuage DR21 est aussi
formé par une collision de nuages moléculaires mais avec une vitesse de collision plus importante que
pour Musca. Les observations indiquent de plus que la formation des étoiles massives dans le nuage
DR21 serait la conséquence directe de la prédominance de la gravité a grande échelle (> 1 pc) du gaz
dense en contraste avec Musca pour lequel la gravité ne dominerait qu’aux plus petites échelles (< 0.1-
0.2 pc). L’analyse cinématique globale de toute la région du Cygne montre que toute la région résulte
de la méme collision de nuages. Cette observation indique que c’est une collision de nuages a grande
vitesse (> 10 km s~!) qui pourrait expliquer la formation d’une association d’étoiles OB de plusieurs
milliers d’étoiles. Dans ce scénario, les étoiles massives (OB) se formeraient dans les structures denses
et massives (hubs et ridges) formées aux convergences dues a la collision & grande vitesse de nuages, et



ou la gravité a grande échelle domine la cinématique et I’évolution du gaz dense.
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Résumé substantiel en Francais

Les observations de la poussiere interstellaire dans I'infrarouge lointain avec le télescope spatial Herschel
ont démontré que la formation des étoiles dans le milieu interstellaire s’organise dans des structures
filamentaires interstellaires (filaments) suffisamment denses et froides pour que la gravité y devienne
dominante (voir par exemple André et al. 2014). Pour comprendre l'origine des étoiles et de leurs
propriétés, il est donc vital de comprendre les processus physiques responsables de ’émergence de ces
filaments denses dans le milieu interstellaire.

Dans ce but, le filament de Musca observable dans I’hémisphere sud apparalt comme le candidat
idéal. En effet, c’est une région isolée dans le plan du ciel, ce qui évite la contamination d’autres
nuages moléculaires. Musca est aussi un filament dans un stade évolutif peu avancé, reflétant ainsi par-
faitement les conditions initiales de la formation d’étoiles, et évitant la présence de nombreuses jeunes
étoiles et protoétoiles qui pourraient compliquer certaines interprétations, comme pour la recherche
du gaz chauffé par des chocs a basse vitesse qui peuvent avoir une importance dans la formation des
filaments. Le filament de Musca semble correspondre a un seul événement simple de formation de
gaz dense filamentaire, sans sous-structure spatiale ou cinématique complexe qui pourrait compliquer
I’analyse et 'interprétation des observations. Enfin, Musca est le filament pour lequel une étude récente
tente de remettre en cause sa nature filamentaire, et selon laquelle Musca serait plutot une nappe de
gaz dense vue de coté. Il est vital de trancher cette derniere question car cela pourrait remettre en
cause la nature de tous les filaments vus avec Herschel qui formeraient essentiellement toutes les étoiles.
Pour étudier I’évolution du nuage moléculaire de Musca, des observations de nombreuses transitions
rotationelles millimétriques du CO, 12CO(2-1), 13CO(2-1), C180(2-1), 12CO(3-2), 13CO(3-2) et 12CO(4-
3), ont été obtenues avec le télescope APEX selon deux cartes de quelques arcmin de c¢6té chacune au
travers de la créte du filament a deux endroits représentatifs le long du filament. Ces données perme-
ttent d’étudier la cinématique du gaz froid et dense en CO(2-1) et isotopologues et de chercher dans
le méme temps la présence de gaz plus chaud, et possiblement chauffé par des chocs a basse vitesse,
grace & la raie 12CO(4-3) dont 'énergie du niveau haut J = 4 en unité de température est 55 K. Pour
mieux contraindre ’excitation de cette derniere raie, des observations complémentaires ont été aussi
obtenues dans la raie du carbone atomique [CI] & 491 GHz toujours avec le télescope APEX, et dans la
raie du carbone ionisé [CII] & 1.9 THz observée en méme temps que la raie de 'oxygeéne atomique [OI]
a 4.7 THz (63 pm) avec SOFIA (I’avion-observatoire stratosphérique pour l'astronomie infrarouge de la
NASA). Les observations en [CI] et [CII] permettent de contraindre le niveau local de rayonnement UV
qui doit contribuer & chauffer le gaz, alors que la transition [OI] pourrait étre préférentiellement excitée
dans du gaz choqué. Une détection de [OI] vers Musca pourrait aussi montrer 'existence d’une forte
abondance d’oxygéne atomique dans le milieu interstellaire. La distribution d’oxygene dans le milieu
interstellaire est une question clé, non résolue en astrochimie et physico-chimie des grains interstellaires.

Les raies [CII] et [OI] avec SOFIA vers le filament de Musca n’ont pas été détectées. Grace a la
bonne sensibilité des observations SOFIA, la non-détection de [CII], confirmée par 1’émission faible
mais bien détectée en [CI] avec APEX, nous a permis d’'imposer de fortes contraintes sur le champ de
rayonnement UV local (< 1 Gg) de Musca et par conséquent sur la température d’excitation maximale
du CO (< 25 K) dans le nuage. Par contre, la non-détection de [OI] est apparue moins intéressante en



ne contraignant que tres peu ’abondance d’oxygene atomique.

L’analyse des transitions CO et isotopologues indique la présence de trois composants de vitesse. Ces
trois composantes de vitesse sont mises en évidence grace a une discussion, un modele avec transfert
radiatif et ’ajustement des spectres en gaussiennes individuelles. L’inspection de la localisation spa-
tiale des trois composantes montre qu’elles tracent des densités de colonne tres différentes, et ’existence
démontrée de ces composantes de vitesse indique une cinématique du nuage moléculaire plus complexe
qu’anticipée.

Pour approcher et répondre & la question de la nature de Musca (un filament ou une feuille vue de
coté), le code de transfer radiatif RADEX est utilisé pour montrer que le rapport d’intensité 3CO(3-
2)/13CO(2-1) est un bon traceur de la densité quand on impose des températures cinétiques égales aux
températures de poussieres obtenues avec Herschel. Cette analyse de *CO(3-2)/13CO(2-1) pointe vers
une densité ng, = 10* cm™3 pour la créte du filament. Dans les alentours de la créte (r ~ 0.2 pc) ce
rapport des raies *CO indique des densités encore élevées, autour de ng, = 2x10% cm™3. Ces densités
combinées avec les densités de colonne contraintes par Herschel permettent d’estimer la taille typique
du gaz observé sur la ligne de visée. Cette estimation donne une taille typique pour la créte sur la ligne
de visée de seulement ~ 0.1 pc, identique a la taille mesurée en projection sur le ciel par un ajustement
d’un profile Plummer sur la densité de colonne d’Herschel. Cette correspondance entre la taille dans le
plan du ciel et la ligne de visée indique clairement que le filament de Musca est bien une vraie structure
cylindrique, i.e. filamentaire.

Une des trois composantes de vitesse n’est vue qu’en '2CO et permet de contraindre le gaz & faible
densité de colonne. Cette composante est forte en 2CO(4-3). Pour mieux comprendre I'origine de
cette forte émission en 12CO(4-3), les rapports 12CO(4-3) /12CO(3-2) et 12CO(4-3)/12CO(2-1) de cette
composante sont étudiés avec des modeles de PDR (régions de photodissociation) et avec I'outil de
transfer radiatif et d’excitation non-ETL RADEX. Cette analyse démontre que ces modeles ne peu-
vent pas expliquer l'intensité de '2CO(4-3) par un seul chauffage par le rayonnement local UV. Une
analyse directe d’excitation avec RADEX démontre que la raie 2CO(4-3) est excitée dans une région a
relativement haute température (> 50 K) et de densité intermédiaire, ngy, > 3x10% cm™3, proche des
densités des couches de gaz autour de la créte du filament. Ces caractéristiques sont attendues pour du
gaz excité par un choc a basse vitesse. Une premiere comparaison avec des modeles de chocs démontre
que la raie 2CO(4-3) peut étre excitée par un choc-J non-irradié avec une vitesse inférieure & 4 km s
Une comparaison avec des observations synthétiques de simulations numériques montre que le spectre
en 12CO(4-3) ressemble fortement & la signature d’un choc d’accrétion sur le filament. Cela suggere
que le 12CO(4-3) observé trace I'accrétion d’un flux de matieére convergent sur le filament par un choc,
et que le gaz dense dans le filament de Musca se forme grace a ce/ces chocs qui dissiperaient au moins

une partie de I’énergie cinématique et/ou gravitationnelle.

La détection du choc d’accrétion autour du filament de Musca indique un scénario d’accrétion pour
I’évolution du filament de Musca. Pour mieux comprendre la formation du filament, il est donc
nécessaire d’aussi analyser la cinématique du filament et du nuage moléculaire autour du filament
de Musca, et en particulier avec les isotopologues de CO qui démontrent I’existence de ces trois com-



posantes de vitesse dans le nuage. C*¥O(2-1) est seulement détectée vers la créte du filament et montre
une seule composante de vitesse. L’ajustement de cette raie dans les deux cartes montre des gradi-
ents de vitesse organisés perpendiculairement & la créte du filament. En plus les gradients sont dans
des directions opposées entre les deux cartes suggérant que ces gradients ne sont pas le résultat d’une
simple rotation du filament. L’analyse de 13CO(2-1) démontre la présence d'une deuxiéme composante
de vitesse qui trace les alentours directs de la créte. Dans les deux cartes, cette deuxieme composante
est décalée vers le bleu par rapport & la composante de la créte en C80. Cette deuxieme composante
est observée a l'est de la créte dans la premiere carte et a 'ouest de la créte dans la deuxieme carte.
La localisation de ces deuxiémes composantes dans chaque carte, décalées vers le bleu, semblent étre
directement reliée aux vitesses "bleues” des gradients de vitesse de la créte vu en C'*0O. Cela suggere
fortement que ces gradients de vitesse sont une signature d’accrétion des alentours directs sur la créte
en déposant du moment angulaire dans les régions les plus denses. La troisieme composante de vitesse
est uniquement observé en 2CO et correspond au gaz chaud chauffé par chocs. Dans les deux cartes,
cette composante est décalée vers le bleu par rapport a I’émission tracée avec 13CO et en C0. Cette
observation indique que le gaz qui est le plus dense dans le nuage moléculaire/filament de Musca est
systématiquement décalé vers le rouge. Pour vérifier cette asymétrie cinématique de Musca, une carte
complete de la région de Musca en '2CO(1-0) est analysée. Cette carte a été obtenue avec le télescope
NANTEN2 (données d’archive obtenues aupres de ’équipe NANTEN a Nagoya, Japon) et démontre
clairement pour tout le nuage que le gaz moléculaire plus diffus est aussi décalé vers le bleu par rapport
a la créte du filament. Un diagramme position-vitesse (PV) perpendiculaire & la créte, moyen le long
du filament, montre de plus une forme en V avec la vitesse de la créte a 'apex (vers le rouge) du
V. Cette forme du diagramme PV suggere que l'accrétion est le résultat de la dynamique a grande
échelle du nuage moléculaire qui est de facon surprenante asymétrique. Comme en plus aux alentours
du filament, le gaz accrétant bleu est principalement localisé a 'est de la créte, 'asymétrie n’est pas
que cinématique, elle est aussi spatiale en projection sur le ciel, donc nécessairement en 3D aussi.

Cette asymétrie est intrigante, et pousse & mieux comprendre la cinématique & grandes échelles. Pour
cela, les observations CO de NANTEN2 ont été combinées avec les données du relevé GASS en HI
dans ’hémispheére sud. La comparaison de ’émission HI avec ’émission des poussieres observées avec
Planck confime que Musca fait partie du complexe cohérent Chamaeleon-Musca avec une taille globale
de l'ordre de 50 pc. La comparaison de I’émission HI avec le CO dans la région large autour de Musca
montre que I'émission CO de fagon globale est décalée vers le rouge par rapport au HI moyen comme
si tout le réservoir local possible de gaz (HI et CO a basse densité) est bleu vers Musca. Il y aurait
donc une asymétrie cinématique depuis le nuage HI (grandes échelles, basse densité) jusqu’a la créte de
Musca (petites échelles, haute densité). Une comparaison identique du HI avec le CO vers les autres
nuages moléculaires du complexe Chamaeleon-Musca indique de plus que cette asymétrie s’applique a
I’ensemble de ces nuages comme si 'asymétrie cinématique est globale depuis les 50 pc du complexe
jusqu’au gaz dense aux échelles typiques de 0.1 pc qui forme les étoiles. Les observations HI montrent
aussi des indications de plusieurs composantes de vitesse qui pourraient interagir.

Un scénario qui arrive a expliquer naturellement cette asymétrie des grandes échelles jusqu’a la créte
de Musca est une collision de nuages HI. Les simulations numériques du groupe de Nagoya (Inoue, In-
utsuka et Fukui) ont permis & Inoue et coll. de proposer que la collision de nuages magnétisés avec des



sous-structures pré-existantes mene a la formation de filaments perpendiculaires au champ magnétique
comme c’est systématiquement le cas. Lors de la collision, le champ magnétique est courbé autour
des sur-densités pré-existantes et cette courbure guide, amplifie des flots de matiere convergents qui
concentrent efficacement les sur-densités en un filament dense. L’asymétrie émerge naturellement de la
courbure du champ magnétique par ’onde de choc de la collision. Ces simulations numériques prédisent
que cette accrétion/concentration par la courbure du champ magnétique entraine une forme V des di-
agrammes PV perpendiculaires au filament comme nous ’observons.

Pour aller au dela de Musca qui ne peut former que quelques étoiles de faible masse, et comprendre la
formation du gaz dense qui pourrait former des centaines d’étoiles en amas et des étoiles massives, le
ridge extrément dense et massif de DR21 a été étudié gréace a des observations d’une variété de molécules
obtenues avec le télescope 30m de 'TRAM. Le ridge de DR21 est une structure allongée, filamentaire
trés dense qui est de plus connecté a un réseau de filaments moins massifs qui semblent converger vers
la structure centrale du ridge, située dans le nuage moléculaire géant du Cygne. Ce ridge contient
plusieurs coeurs massifs (> 100 Mg) qui forment des étoiles massives. Comprendre la formation et
lévolution de ce ridge est donc important pour comprendre dans quelles circonstances les étoiles mas-
sives peuvent se former. Les observations obtenues avec le télescope de 30m couvrent entre autres les
raies ¥CO(1-0), C80(1-0), NoH ' (2-1), HCO*(1-0) et H3CO™(1-0). Ces raies tracent des régimes de
densité différents dans les nuages moléculaires. L’ajustement d’un profil gaussien a ces spectres montre
des gradients alternants dans le ridge qui étaient déja observés dans I’étude de Schneider et al. (2010)
et similaires a ceux vus dans Musca. Les raies qui tracent les filaments moins massifs autour du ridge
montrent que tous ces filaments sont décalés vers le rouge par rapport au ridge. De nouveau il y a
une asymétrie cinématique qui apparait, similaire a Musca. En plus, le diagramme PV perpendiculaire
au ridge montre aussi une forme V avec la vitesse du ridge a I'apex du V. Ces observations de DR21
pointent vers un scénario similaire a celui pour Musca. Par contre quand une analyse du viriel du nuage
DR21 est menée, il devient clair que le potentiel gravitationnel domine actuellement ’effet potentiel
de courbure du champ magnétique proposé pour Musca. La gravité serait actuellement responsable
de Paccrétion de matiere sur le ridge, mais la gravité n’arrive pas a expliquer I'asymétrie cinématique.
L’analyse des spectres CO montre qu’en effet il y a deux composantes de vitesse vers le ridge DR21.
Une inspection détaillée des spectres moyens et des diagrammes PVs des deux composantes de vitesse,
montre que ces deux composantes sont connectées par des ponts de gaz CO. Ces ponts sont attendus
en cas de collision de nuages déja structurés et probablement au moins en partie déja moléculaires. Ces
observations indiquent qu’une collision de nuages est responsable de la formation du ridge et que la
cinématique asymétrique des filaments autour du ridge est soit due a la courbure du champ magnétique
qui initie ou a initié I'accrétion sur le ridge, ou soit a l'asymétrie des ponts de gaz due a la direction
privilégiée entre les deux nuages déja structurés en collision. Combinés ces résultats montrent que
le ridge DR21 a été formé par une compression a grande échelle comme pour Musca. Par contre, la
compression du nuage DR21 était beaucoup plus forte, du fait d’une collision de nuages plus denses
et a une vitesse plus élevée, entrainant que la gravité soit devenue dominante dans le nuage DR21 et
menant a une accrétion sur le ridge par la gravité plus que par le champ magnétique.

Avec I'information de vitesse et le nombre de filaments, il est possible de calculer le taux d’accrétion
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sur le ridge de DR21. Cet calcul montre que ’accrétion par les filaments est insuffisante pour maintenir
la présence du ridge. Il faut considérer une accrétion supplémentaire plus isotrope de gaz plus diffus
pour maintenir la présence du ridge. Deés que les étoiles massives commencent a se former, leur effet en
retour énergétique pourra arréter ’accrétion de ce gaz diffus entrainant la disparition du ridge. Comme
la masse du ridge est certainement critique pour maintenir I'accrétion globale et donc la formation
d’étoiles massives, ces calculs pourraient indiquer que la formation d’étoiles massives n’est active que
pendant une durée limitée dans I’évolution de la région globale de DR21. Ces observations suggerent
fortement que la gravité a grandes échelles joue un réle important dans la formation des étoiles massives
apres la compression de la collision de nuages.

Les observations avec le télescope 30m montrent aussi la présence de SiO(2-1) partout le long du ridge
avec une largeur de raie similaire & H!¥CO™(1-0). La présence de SiO dans la phase gazeuse est
généralement un traceur de chocs & grande vitesse (> 10 km s~1). Cette observation de SiO(2-1) dans
le ridge pourrait ainsi étre la conséquence de la collision des nuages.

Les deux composantes de vitesses vers DR21, responsables de la compression du nuage moléculaire, sont
présentes sur toute la région nord du Cygne. Des observations de la raie 12CO(3-2) avec le télescope
JCMT vers toute cette région du Cygne, montrent a ’aide de spectres moyens et de diagrammes PV
qu’il y a des ponts entre les deux composantes de vitesse sur toute la région. Cela indique que la forma-
tion d’étoiles massives qui est repartie sur toute la région est le résultat d’une collision de deux nuages
moléculaires géants (GMCs) au dela de la région la plus active actuellement de DR21. Avec les données
Herschel, 1a masse totale de gaz dense dans la région nord du Cygne est calculée. Cela permet d’estimer
la masse stellaire totale que la région pourrait former durant les prochains quelques Myr: ~ 1.5x104
Mg. Cette masse stellaire est tres similaire a la masse de Cygne OB2, ’association d’étoiles OB bien
étudiée, située au centre du complexe du Cygne, et indique que dans la région nord du Cygne on observe
actuellement la formation d’une nouvelle association d’étoiles OB du fait de la collision de deux GMCs
qui a certainement aussi formé Cygnus OB2 dans le passé (il y a 3 a4 5 millions d’années). L’analyse
des observations Herschel et JCMT démontre aussi que cette collision résulte dans la formation de
sous-structures avec des tailles de 0.5 a 3 pc, comme pour DR21, et qui forment des étoiles massives.
Les étoiles OB qui seront formées montreront donc des sous-structures spatiales et cinématiques de
tailles similaires. Des observations récentes ont montré de la sous-structure cinématique et spatiale
dans des associations d’étoiles OB avec une taille souvent autour de 0.5 pc. Cette similarité pourrait
indiquer que toutes les associations d’étoiles OB sont formées par des collisions de GMCs (si on peut
établir le lien entre la taille des sous-structures et la collision de GMCs). Enfin, une collision de GMCs
a grande vitesse explique facilement pourquoi les observations indiquent que les associations d’étoiles
OB ne sont pas liées et se dispersent des que le gaz est dispersé par les effets de rétroaction de ces étoiles.

Dans la derniere partie de la these, les coeurs denses massifs qui forment des étoiles massives dans
le Cygne sont analysés avec des observations, faites avec le télescope FCRAO et le GBT, dans les raies
C'80(1-0), CS(2-1), NoH*(2-1) et NH3(1,1). Ces observations montrent que l'intérieur des coeurs,
tracé avec NoH* et NH3, a une largeur de raie plus faible que 'extérieur du coeur tracé avec C*¥0(1-0)
et CS(2-1). Une analyse de la stabilité gravitationnelle montre que la masse des coeurs est largement
supérieure a leur masse de Bonnor-Ebert suggérant un effondrement gravitationnel systématique de
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ces coeurs. Ce résultat est aussi en accord avec les observations interférométriques qui montrent une
certaine fragmentation a l'intérieur des coeurs massifs mais qui reste limitée.

Pour résumer, le filament de Musca accrete de la matiere en continu venant d’'un flux de matiere
convergent avec des chocs d’accrétion qui aident & dissiper 1’énergie cinétique et forme ainsi le gaz
dense du filament. Les observations a grandes échelles montrent que les collisions de nuages peuvent
former des filaments qui sont eux méme le lieu de formation des étoiles de haute et de faible masse. Pour
les étoiles de faible masse, ’accrétion sur le filament est dominée par la courbure du champ magnétique
du fait de la collision. Dans les régions de formation d’étoiles massives la densité apres la compression
est tellement forte que 'accrétion est dominée par la gravité locale du gaz dense. Une discussion a
aussi été menée sur la question de savoir si les conditions observées de formation des structures denses
permettent de proposer, favoriser un scénario de formation des étoiles massives ou ’accrétion continue
de matiere permettrait de dépasser les masses typiques de 'instabilité gravitationnelle de Jeans ou de
Bonnor-Ebert.
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Chapter 1

Introduction

The formation of stars and their feedback are intimately linked with the dynamical and chemical
evolution of the interstellar medium (ISM) of galaxies. On large scales, stars and star formation play
an essential role in driving and probing galaxy evolution across cosmic time. On small scales star
formation sets the initial conditions for the formation of planetary systems. Understanding the star
formation process and the interplay with the ISM is thus a cornerstone of modern astrophysics (McKee

& Ostriker, 2007).

1.1 The universal star formation outcome in galaxies

It is well established by now that stars form in the cold (~ 10 K) and dense (ng, > 10* cm~3) gas
of the interstellar medium, through the gravitational collapse of individual cores (Bergin & Tafalla,
2007). For this dense gas, a universally observed star formation outcome is found from individual star
forming clouds to galactic scales over cosmic time. The universal star formation laws generally refer to
the initial mass function (IMF; Salpeter, 1955; Kroupa, 2001; Chabrier, 2003), the correlation of the
star formation rate (SFR) with the total (dense) gas mass (Schmidt, 1959; Kennicutt, 1998; Gao &
Solomon, 2004b,a; Lada, Lombardi & Alves, 2010; Kennicutt & Evans, 2012; Shimajiri et al., 2017) and
the fact that stars tend to form in clusters (Lada & Lada, 2003; Krumholz, McKee & Bland -Hawthorn,
2019).

The universal correlation between the star formation rate and the dense gas mass indicates that a given
amount of (dense) gas in a star forming galaxy or cloud will always result in roughly the same amount
of stellar mass formed per unit time. The universal IMF, which resembles the core mass function in the
ISM (Motte, Andre & Neri, 1998), implies that the stellar content of newly born clusters of stars has a
universal mass distribution. This universal outcome of star formation suggests that star formation in
galaxies is regulated by the same physics, which implies that understanding the physics of dense gas
formation in our own galaxy will allow to understand and trace star formation in galaxies over most of
cosmic time.

While the fragmentation into cores that can form low-mass stars is reasonably well explained by the
Jeans criterion for gravitational instability (Jeans, 1902), understanding the formation of cores that can
form massive stars is particularly challenging for this theory. This seems to imply that the formation
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of the massive stars is closely tied to the dynamic evolution of the ISM (Zinnecker & Yorke, 2007).
Understanding the physics of star formation in present-day galaxies over the full stellar mass range,
in particular the formation of high-mass stars, is also of importance as a step to understand more
extreme events such as the formation of the first stars in the primordial gas of the universe. This is, in
particular, because the understanding of star formation in the local universe can serve as a reference to
understand how the first stars formed, and how their formation affected the early evolution of the ISM
(Bromm & Larson, 2004). In contrast to present-day star formation, the first star formation episode in
the universe predominantly formed high-mass stars. Furthermore, it is expected that these first stars
could have reached higher masses than the stars that are formed in the present-day galaxy.

Over the years, there has been a significant evolution in our understanding of how the evolution of
the ISM leads to the presence of dense star forming gas. In the 70’s, 80’s and 90’s the ISM was gen-
erally described by a quasi-static evolution of interstellar clouds which slowly condense in star forming
cores where stars form by a gravitational collapse (Mouschovias, 1976; Shu, Adams & Lizano, 1987).
However, the observed large velocity differences in molecular clouds posed significant problems for this
quasi-static view (Elmegreen, 2000), which led to a more dynamic view where dense, gravitationally
unstable, cores and filaments form as a result of turbulent motions in molecular clouds which can be
driven by supernovae (Mac Low & Klessen, 2004). In this more dynamic view, it was also found that
large scale colliding flows of diffuse gas could form dense filamentary clouds with large velocity dis-
persions (Koyama & Inutsuka, 2000; Audit & Hennebelle, 2005). In this emerging dynamic view of
the ISM, it was proposed that a gravitational instability at the scale of molecular clouds, instead of
individual cores, could be essential to form the stars at the high-mass end of the IMF as a result of
strong mass provision (Motte, Bontemps & Louvet, 2018).

Recently, it has been observed with the Herschel Space Telescope that the dense star forming gas is
quite universally located in filamentary structures (André et al., 2014; Schisano et al., 2014). In order
to understand how dense gas is generally formed in the ISM, observational studies thus have to put a
significant focus on understanding the mechanism that leads to this dense filamentary gas.

1.2 Objectives

The goal of this thesis is to progress in our understanding, summarised in Chapter 3, of the physical
processes responsible for dense gas formation from low- to high-mass star forming regions. Once these
main physical mechanisms are identified, the aim is to better constrain the initial conditions of star
and cluster formation to provide a perspective on the origin of the universal star formation laws, the
highest mass stars and rich cluster formation.

To work towards these ambitious goal, the immediate objectives are:

e To understand the formation of typical low-mass filaments such as Musca using extensive molecular
line observations (Chapter 4).

e To investigate the kinematics and equilibrium of the most active young region of high-mass star
formation within 1.5 kpc, i.e. the DR21 ridge in Cygnus-X (Chapter 5).

e To compare these two extreme regions to obtain a global picture of the dense gas formation process.
e To discuss the consequences of dense gas formation on the initial conditions of low- and high-mass
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star formation, with a particular emphasis on the massive dense cores in Cygnus-X (Chapter 6).
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Chapter 2

Introduction (en frangais)

La formation des étoiles et leurs effets de rétroaction sont intimement liés a la dynamique et a ’évolution
physico-chimique du milieu interstellaire (MIS) des galaxies. Aux grandes échelles, la formation des
étoiles est un processus central et fondamental pour I’évolution des galaxies au cours des temps cos-
mologiques depuis la formation des premieéres étoiles il y a 13 milliards d’années. Aux petites échelles,
c’est la formation des étoiles qui nous informe sur les conditions initiales de la formation des systemes
planétaires. Comprendre les processus qui gouvernent la formation des étoiles en lien avec le milieu
interstellaire reste ainsi un challenge de premieére importance pour I'astrophysique actuelle (McKee &
Ostriker, 2007).

2.1 Les lois universelles de la formation des étoiles dans les galaxies

Les étoiles se forment dans le gaz froid (10 K) et moléculaire par effondrement gravitationnel des coeurs
les plus denses (npga > 10%em™3) du MIS (Bergin & Tafalla, 2007). Le processus de formation de
ces coeurs denses et de leurs effondrement montre une grande universalité au cours des temps cos-
mologiques avec une universalité forte de la fonction de masse initiale des étoiles (IMF; Salpeter, 1955;
Kroupa, 2001; Chabrier, 2003), une corrélation serrée entre le taux de formation stellaire (SFR) et
la masse totale de gaz (dense) présente (Schmidt, 1959; Kennicutt, 1998; Gao & Solomon, 2004b,a;
Lada, Lombardi & Alves, 2010; Kennicutt & Evans, 2012; Shimajiri et al., 2017), et un fait établi que la
plupart des étoiles se forme en amas (Lada & Lada, 2003; Krumholz, McKee & Bland -Hawthorn, 2019).

L’universalité du SFR (taux de formation d’étoiles) indique que pour une certaine masse de gaz (dense)
dans une galaxie ou un complexe interstellaire on obtient toujours la méme masse d’étoiles formées.
L’universalité de I'IMF (fonction de masse des étoiles) dont la forme se retrouve dans la fonction
de masse des coeurs denses (CMF; Motte, Andre & Neri, 1998) indique que la fraction d’étoiles de
différentes masses reste toujours identique montrant que deés que du gaz (dense) est présent dans une
galaxie, on peut prédire quelles étoiles vont se former, et en quelle quantité. Cette universalité est une
indication extrémement forte que la formation des étoiles des galaxies est régulée par la méme physique
depuis les premieres étoiles, impliquant que la compréhension de cette physique dans le voisinage so-
laire de notre galaxie doit permettre de maitriser une grande partie de 1’évolution des galaxies sur les
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temps cosmologiques. Alors que la fragmentation du MIS en coeurs denses de masses typiques des
étoiles (entre 0.1 et 1 Msun) est raisonnablement expliquable par I'instabilité de Jeans (Jeans, 1902), la
compréhension de la formation de coeurs qui pourraient former des étoiles 10 a 100 fois plus massives
que le Soleil reste un challenge pour les théories de formation stellaire. Il semble que la seule direction
possible pour comprendre cette direction soit la maitrise des effets de la forte dynamique du MIS (Zin-
necker & Yorke, 2007).

Comprendre la physique de la formation des étoiles dans les galaxies proches actuelles sur ’ensemble
de la gamme des masses stellaires, et plus particulierement des étoiles les plus massives, est aussi une
étape essentielle et critique pour comprendre les cas de formation stellaire les plus extrémes qu’a connu
I’Univers comme la formation des premieres étoiles et des trous noirs primordiaux qui n’ont pas suivi
les lois universelles discutées ci-dessus. La compréhension profonde de la formation stellaire locale doit
nous servir de référence pour comprendre la formation des premieres étoiles et leur effet sur ’évolution
précoce du MIS des galaxies (Bromm & Larson, 2004). Au contraire de la formation stellaire actuelle,
les épisodes de formation des premieres étoiles ont principalement formé des étoiles de tres grandes
masses, au dela des masses stellaires possibles actuellement.

Durant les dernieres années, des progres importants ont été obtenus sur notre compréhension de
I’émergence des coeurs denses qui forment les étoiles dans le MIS. Au cours des années 70, 80 et 90 le
MIS était vu comme un milieu en quasi équilibre ou des coeurs pouvaient se concentrer progressivement
jusqu’a l'instabilité gravitationnelle, notamment par une diffusion progressive du champ magnétique
par diffusion ambipolaire (Mouschovias, 1976; Shu, Adams & Lizano, 1987). Les vitesses typiques du
gaz montraient néanmoins des temps dynamiques courts non compatibles avec I’évolution quasi-statique
(Elmegreen, 2000). Cela a amené & considérer des scénarii plus dynamiques basés sur I'importance de
la turbulence comme moteur dominant en plus de la gravité pour la formation des structures denses, la
turbulence étant souvent proposée comme étant due aux explosions de SNs (Mac Low & Klessen, 2004).
Dans cette vue plus dynamique, les simulations numériques ont commencé a montrer que la collision
de gaz diffus pourrait expliquer la formation des structures denses et aussi le niveau de turbulence ob-
servé dans le MIS (Koyama & Inutsuka, 2000; Audit & Hennebelle, 2005). Dans le méme temps, il est
aussi apparu que si le MIS moléculaire était globalement instable gravitationnellement, les dispersions
de vitesses et lois de Larson seraient expliquées naturellement (Vazquez-Semadeni et al., 2019). Dans
cette vue dynamique prédominante du MIS, il a aussi été proposé que les effondrements dits globaux au
dela des coeurs denses individuels pourraient étre un ingrédient essentiel pour former les amas d’étoiles
et les étoiles les plus massives (Motte, Bontemps & Louvet, 2018).

Enfin, le satellite Herschel a clairement établi que 'une des étapes fondamentales pour former des
étoiles est la formation de structures filamentaires, de filaments (André et al., 2014; Schisano et al.,
2014). Pour comprendre comment le gaz dense qui forme les étoiles se condense et se forme, il apparait
vital de se focaliser sur la compréhension du processus qui méne & ces structures filamentaires dans le
MIS.
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2.2 Objectifs

Le but de la these est de progresser dans notre compréhension, résumée dans le Chapitre 3, des processus
qui sont responsables de la formation du gaz dense des régions qui forment des étoiles de faible masse
ainsi que des régions qui forment aussi des étoiles massives. Des que ces mécanismes seront identifiés,
le but sera de mieux contraindre les conditions initiales de la formation des étoiles et des amas d’étoiles
pour maitriser entierement ’origine des lois universelles de la formation d’étoiles, et ’origine des étoiles
les plus massives et des amas stellaires riches.

Pour avancer dans cette direction ambitieuse, les objectifs immédiats de la these sont:

e Comprendre la formation d’un filament typique de faible masse tel que Musca grace a de nouvelles
observations moléculaires (Chapitre 4).

e Etudier la cinématique et I’équilibre de la région de formation stellaire massive la plus active & moins
de 1.5 kpc, i.e. le ridge de DR21 dans le Cygne (Chapitre 5).

e Comparer ces deux régions (Musca et DR21) pour obtenir une vue globale de la formation de gaz
dense dans le MIS de la Galaxie proche.

e Discuter les conséquences de notre nouvelle compréhension de la formation de gaz dense sur les
conditions initiales de la formation stellaire de faible et haute masse, avec une attention particuliere a
la population de coeurs denses massifs du Cygne (Chapitre 6).
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Chapter 3

Star formation and the evolution of the
interstellar medium

3.1 The Milky Way

3.1.1 Star formation in the Milky Way

To understand the physics of star formation in interstellar clouds, studies almost exclusively focus on
the Milky Way which is the host galaxy of the solar system. An artist impression of the Milky Way seen
face-on is presented in Fig. 3.1. The Milky Way has a disk structure, seen as a band of extinction in
the plane of the sky at optical and infrared wavelengths because of interstellar dust, and it is basically
the only location where star formation, which occurs in molecular clouds, can be spatially resolved.
Extensive work has been done to classify galaxy types in the nearby universe, e.g. with the Hubble
classification diagram, and to explain how this classification is related to the evolution and history of
these galaxies. Based on a first-order geometrical classification, not taking into account dwarf galaxies
and special galaxy types, galaxies can be divided in elliptical galaxies and disk galaxies which entails
the Milky Way. In contrast to elliptical galaxies, disk galaxies are in general still actively forming stars.

Molecular clouds are the relatively dense (ng, > 102 em~3) and cold (10-20 K) regions of the ISM
(Bergin & Tafalla, 2007). In these denser regions of the ISM, chemical reactions and shielding from ion-
ising radiation can start the formation of molecules such as carbon monoxide (CO). Molecular hydrogen
(Hz) is the most abundant molecule in these molecular clouds, and can form already in quite diffuse
gas. The fact that the Milky Way is a disk, seen edge-on, complicates observations of molecular clouds
as there can be multiple star forming regions at different distances in the line of sight. Furthermore,
the velocity information from the cloud does not always allow to unambiguously determine the cloud
distance based on the galaxy rotation profile.

Resolving star formation inside molecular clouds with current observational facilities generally requires
studying regions within a distance < 10 kpc (~ 3.3-10* light year) which is only possible inside the
Milky Way. However, it is also attempted now with the unprecedented resolution of the Atacama Large
Millimeter Array (ALMA) to study star formation in molecular clouds in the Large Magelanic Cloud
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(LMC) with a spatial resolution of ~ 0.1 pc (Fukui et al., 2019b). The LMC is located at a distance
of ~ 50 kpc (Schaefer, 2008), and it is seen face-on (Balbinot et al., 2015) such that it generally avoids
contamination from other star forming regions along the line of sight.

The Milky Way contains a large number of star forming molecular clouds distributed across the galactic
plane. There are several ways to observe the presence of these star forming molecular clouds and char-
acterise them. They can be observed as regions of strong extinction against the near- and mid-infrared
background of the galactic plane, the so-called infrared dark clouds (IRDCs) (Perault et al., 1996; Egan
et al., 1998; Hennebelle et al., 2001; Simon et al., 2006a; Peretto & Fuller, 2009; Ragan, Bergin &
Gutermuth, 2009). This extinction is the result of the absorption of cold dust grains in the molecular
clouds. The absorbing dust grains then re-emit the absorbed energy in the far-infrared and millimeter
wavelength range. Observations of these IRDCs at far-infrared and millimeter wavelengths indeed find
corresponding emission (Teyssier, Hennebelle & Pérault, 2002; Rathborne, Jackson & Simon, 2006;
Peretto et al., 2016). Large scale surveys in the far-infrared and millimeter range of the galactic plane
with the APEX and Herschel Space Telescope have further demonstrated the presence of a rich distribu-
tion of star forming clouds (Schuller et al., 2009; Molinari et al., 2010; Marsh et al., 2017). The presence
of cold molecular gas distributed over the full galactic plane was also observed with surveys of typical
molecular lines such as CO and NHjs, and it is found that the peak emission of these molecular lines are
associated with the strong dust extinction regions (e.g. Burton et al., 1975; Scoville & Solomon, 1975;
Dame, Hartmann & Thaddeus, 2001; Jackson et al., 2006; Simon et al., 2006b; Pillai et al., 2006; Ragan
et al., 2006; Ragan, Bergin & Wilner, 2011; Rigby et al., 2016; Schuller et al., 2017). As already noted,
molecular hydrogen is the most abundant molecule in molecular clouds, but it can not be used as a
direct tracer of molecular clouds because it is a symmetric molecule with no permanent dipole moment,
and therefore no transition that can be excited at the low temperature of star forming molecular clouds.

3.1.2 The interstellar medium in the Milky Way

The gas and dust that constitute galaxies is referred to as the interstellar medium. As already men-
tioned, a part of this ISM is found in the form of molecular clouds. However, these dense star forming
molecular clouds only constitute a small fraction of the ISM which is inherently complex. The Milky
Way and most disk galaxies have overdense spiral regions, which are shown in Fig. 3.1 for the Milky
Way, where most star forming clouds are located (e.g. Reid et al., 2009, 2014, 2019; Pineda et al., 2013;
Schuller et al., 2017). The large scale galactic motions of the spiral arms could significantly affect the
star formation process (e.g. Dobbs & Bonnell, 2006; Bonnell, Dobbs & Smith, 2013; Duarte-Cabral &
Dobbs, 2017; Smith et al., 2020). In combination with energy injection by supernovae of massive stars
this plays an essential role in regulating the evolution of the ISM (e.g. Cox & Smith, 1974; McKee &
Ostriker, 1977; Mac Low & Klessen, 2004; Kim & Ostriker, 2015; Walch et al., 2015).

The ISM consists of multiple phases. There is the ionised interstellar medium which is the result of
heating by ionising radiation from massive stars, stellar winds and supernovae. It is generally defined
as the part of the ISM where hydrogen is ionised, which requires an excitation energy above 13.6 eV.
The ionised regions generally have temperatures > 10° K and hydrogen densities nz < 1 cm™3. These
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Figure 3.1: An artist impression of the Milky Way, seen face-on, with the currently identified spiral
arms in studies of the Milky Way. It also indicates the expected location of the sun in our galaxy. This
figure was adapted from NASA /JPL-Caltech/R. Hurt (SSC/Caltech).

24



regions give rise to continuum emission as a result of free-free interactions between charged particles
such as electrons and protons, and synchrotron emission. This continuum emission can be easily ob-
served at radio wavelengths. It is also possible to trace the kinematics of these ionised gas regions with
e.g. hydrogen recombination lines, ionised oxygen lines and ionised nitrogen lines.

Regions that are sufficiently shielded from radiation above 13.6 eV form atomic hydrogen. These regions
are referred to as the neutral medium which is turbulent (e.g. Mac Low & Klessen, 2004; Elmegreen &
Scalo, 2004; Hennebelle & Falgarone, 2012). Observations and the calculation of heating and cooling
functions for the neutral clouds indicate that the neutral medium is thermally bistable with the stabil-
ity points found around a temperature of ~ 100 K and ~ 8000 K (Field, Goldsmith & Habing, 1969;
Low et al., 1984; Kulkarni & Heiles, 1987; Boulanger & Perault, 1988; Wolfire et al., 1995, 2003). In
these calculations, both heating by high-energy cosmic rays and ultraviolet radiation (UV) are taken
into account. The gas at ~ 8000 K is diffuse (ny ~ 1 cm™3) and referred to as the warm neutral
medium (WNM), while the medium at T < 200 K, which is mostly two orders of magnitude denser
(nyg 2 10?2 em™3), is referred to as the cold neutral medium (CNM). This CNM is highly supersonic
(e.g. Zuckerman & Evans, 1974; Elmegreen & Scalo, 2004). In addition, the entire interstellar medium
is pervaded by a magnetic field (e.g. Ferriere, 2001; Stahler & Palla, 2005; Crutcher, 2012; Hennebelle &
Inutsuka, 2019) and high-energy cosmic rays (e.g. Strong, Moskalenko & Ptuskin, 2007; Grenier, Black
& Strong, 2015). Both the magnetic field and cosmic rays play a non-negligible role in the evolution of
the ISM at the large scales (interstellar clouds) and small scales (individual star forming cores).

3.2 Star formation in individual molecular clouds

3.2.1 The Gould Belt

Most molecular clouds are located close to the galactic plane between a galactic latitude of -1° and 1°,
but there is also a prominent region called the Gould Belt which contains extended extinction struc-
tures such as Taurus, Ophiuchus, Perseus, Orion,... (Barnard, 1919). In later work it was shown that
these regions of extinction in the Gould Belt are associated with star formation (e.g. Bok, 1948). It
is now known that these regions are associated with the most nearby star forming molecular clouds
and that they have a distance smaller than 500 pc from the sun (e.g. Vergely et al., 2010; Lallement
et al., 2014; Schlafly et al., 2014; Zucker et al., 2019). The Gould Belt is a region in the sky with an
arc-like structure of stars containing many OB stars, which are the hot massive stars in the Milky Way
with high surface temperatures > 10* K (Vacca, Garmany & Shull, 1996; Fitzpatrick & Massa, 2005;
Pecaut & Mamajek, 2013). However, analysis of the data from the GAIA survey (Gaia Collaboration
et al., 2016, 2018) recently unveiled the 3D structure of the nearby Milky Way. From this, it was found
that the nearby clouds are distributed over a kpc wave-like structure, which puts into question the ring
structure often associated with the Gould-Belt (Alves et al., 2020).

The Gould Belt clouds were covered in a large variety of millimeter continuum observations and molecu-
lar line observations. They were also extensively covered with the Herschel Gould Belt survey! (HGBS),
which is a dedicted far-infrared dust continuum survey program at wavelengths between 70 ym and 500

"http://www.herschel.fr/cea/gouldbelt/en/Phocea/Vie_des_labos/Ast/ast_visu.php?id_ast=66
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pm with the Herschel Space Telescope (André et al., 2010) to map the well known nearby (< 500 pc)
star forming clouds. The molecular clouds in the Gould Belt survey are all mainly associated with ac-
tive low- to intermediate mass star formation. High-mass star formation involves the formation of stars
with a mass higher than typically 8 solar masses (Mg) and requires the observation of different regions
at larger distances (> 1 kpc) close to the galactic plane (Zinnecker & Yorke, 2007; Motte, Bontemps &
Louvet, 2018). The high-mass star formation process and its open questions will be presented in more
detail after a description of the low-mass star formation process in the following sections.

3.2.2 Star formation from pre- and protostellar cores

It has long been known that molecular clouds have further density substructure in the form of clumps,
cores and filaments. In the densest regions of the molecular clouds, which are found in the form of
cores, stars can form as a result of gravitational collapse (Shu, Adams & Lizano, 1987). These cores
that will form one or more stars are separated into pre- and protostellar cores. A prestellar core is
a gravitationally bound core that is stabilised against collapse by thermal, turbulent and magnetic
pressure (Shu, Adams & Lizano, 1987; Andre, Ward-Thompson & Barsony, 2000; di Francesco et al.,
2007; Ward-Thompson et al., 2007). A protostellar core is a gravitationally collapsing core containing
a protostar. Several mechanisms have been proposed to initiate the gravitational collapse to form a
star: Ambipolar diffusion (e.g. Mouschovias, 1991), the dissipation of turbulent support (e.g. Nakano,
1998; Myers, 1998) or an external trigger such as mass inflow (e.g. Bonnell et al., 1997; Ballesteros-
Paredes, Klessen & Vazquez-Semadeni, 2003). By the gravitational collapse of a prestellar core, a
protostar can form in the core. This transition from pre- to protostellar core is generally considered
to occur as a result of a couple of consecutive steps (Larson, 1969; Stahler, Shu & Taam, 1980; Shu,
Adams & Lizano, 1987; Masunaga, Miyama & Inutsuka, 1998; Masunaga & Inutsuka, 2000). When a
prestellar core is gravitationally collapsing it manages to maintain its low temperature and continue
the gravitational collapse at the center because radiation can escape from the prestellar core and thus
radiate away the energy. However, as the collapse progresses, the central density increases, leading
to an increasing opacity for the radiation. Because of this increasing opacity in the prestellar core,
radiation gets trapped at the center resulting in the formation of a first hydrostatic core (also called
the first Larson core). Because radiation can no longer escape, this leads to an increasing temperature
and an adiabatic contraction of the core while gas from larger scales is still gravitationally falling in on
the central core, leading to an accretion shock which either radiates away the infalling energy away or
deposits this energy in the adiabatic core (Winkler & Newman, 1980; Commergon et al., 2011; Vaytet
et al., 2012). During the adiabatic contraction of the core, the temperature rises until a temperature
of 2000 K is reached which dissociates molecular hydrogen. This dissociation process absorbs energy
(it is endothermic) such that it removes the internal support leading to a short gravitational collapse
of the first core. Once all Hy has been dissociated, the gravitational collapse is halted again, leading to
the formation a second significantly more compact core (Larson, 1969; Stamatellos et al., 2007; Tomida
et al., 2013; Vaytet et al., 2013). This second, protostellar, core continues further adiabatic contraction
while the surrounding gas is falling in onto the core. At this moment we talk of a protostellar core.

The protostellar accretion results in observed high-velocity (> 10 km s~!) mass outflow from proto-
stellar cores (Bally & Lada, 1983; Lada, 1985; Bachiller, 1996; Bontemps et al., 1996; Arce et al., 2007;
Frank et al., 2014). This mass ejection from the protostellar core is broadly found in the form of a
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Figure 3.2: A schematic display of the different stages from a prestellar core to the formation of a
main-sequence star based on the classification from André & Montmerle (1994).
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jet that entrains surrounding material (e.g. Raga & Cabrit, 1993; Masson & Chernin, 1993; Gueth &
Guilloteau, 1999). There is only a limited knowledge on how the mass/momentum is exactly ejected in
the form of a jet (e.g. Bacciotti et al., 2002; Ferreira, Dougados & Cabrit, 2006; Louvet et al., 2016a,
2018; Lee et al., 2017; Tabone et al., 2017), but it is evident that this jet can remove excess angular mo-
mentum from the accreting protostellar core. This removal of angular momentum is essential because
the angular momentum of the stars that are formed is only a fraction (< 1%) of the initial angular
momentum of the gas from which they form (Stahler & Palla, 2005).

The road from a formed protostar to a main sequence star is generally divided into 4 stages of young
stellar objects (YSOs) which are schematically shown in Fig. 3.2. These stages are referred to as:
class 0, class I, class IT and class III (Lada, 1987; André, Ward-Thompson & Barsony, 1993). The
youngest stage is class 0 which evolves through class I and II to class III just before it becomes a main
sequence star. A main sequence star is defined as a star obtaining its thermal energy from a hydrogen
burning core. Such a star is located on the main sequence in the Hertzsprung-Russel (HR) diagram,
which displays the relation between the colour (temperature) and magnitude (luminosity) for observed
stars. This main sequence is highly populated in the HR diagrams (e.g. Perryman et al., 1995; Gaia
Collaboration et al., 2018).

In the case of class 0 and I, we talk of a protostar embedded in a core, and in the case of Class II
(also referred to as a T-Tauri star) and III (post T-Tauri star) we talk of pre-main sequence stars that
have a circumstellar disk but no longer have an embedding core (André & Montmerle, 1994). Class I
to class III YSOs are detected at 2 pm and can be subdivided into the different classes based on the
slope of their spectral energy distribution (SED) between 2 pym and 25 pm (Lada & Wilking, 1984;
Wilking, Lada & Young, 1989). The slope of the SEDs are defined as ajg = %ﬂ;ﬁ*) with Fy the flux
at wavelength A. Class I is then defined by aig > 0, class II is defined by -1.5 < arr < 0 and class III is
defined by ajg < -1.5 (Andre, Ward-Thompson & Barsony, 2000). In Beckwith et al. (1990) and André
& Montmerle (1994) it was found that the transition between class II and class III is associated with a
transition in disk opacity at 10 um. It was also found that class I protostars are surrounded by both
a disk and a diffuse core (e.g. Whitney & Hartmann, 1993; Kenyon, Calvet & Hartmann, 1993) while
class 0 protostars dominantly have an embedding core (André, Ward-Thompson & Barsony, 1993).
With observations by several space telescopes (ISO, Spitzer, WISE and Herschel) and the 2 Micron All
Sky Survery (2MASS, Skrutskie et al., 2006) it was possible to construct the SEDs and calculate the
luminosity for large sets of YSOs (e.g. Nordh et al., 1996; Persi et al., 2000, 2003; Bontemps et al., 2001,
2010a; Kaas et al., 2004; Dunham et al., 2008, 2015; Evans et al., 2009; Gutermuth et al., 2009; Rebull
et al., 2010; Beerer et al., 2010; Maury et al., 2011; Megeath et al., 2012). These observed SEDs can
then be analysed with dedicated models to constrain the evolution of these YSOs (e.g. Adams, Lada
& Shu, 1987; Kenyon & Hartmann, 1987, 1995; Robitaille et al., 2007; Zhang, Tan & Hosokawa, 2014;
Robitaille, 2017; Zhang & Tan, 2018).

The study of large samples of prestellar cores and YSOs has allowed to obtain estimates for the lifetime
of prestellar cores and each stage of a YSO. For the prestellar stage, the estimated ages are typically of
the order of 0.1-0.5 Myr based on a comparison of the number of prestellar cores compared to protostel-
lar cores (Onishi et al., 2002; Kirk, Ward-Thompson & André, 2005; Enoch et al., 2008; Maury et al.,
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class ‘ a7 (Myr)
class 0 0.03-0.2
class I >0 0.3-0.5
class IT | [-1.5,0] ~ 2
class ITII | < -1.5 ~ 10

Table 3.1: The values for the SED slope between 2 pm and 25 pm that can be used to differentiate
between the different classes of YSOs, and the generally estimated lifetimes for each class.

2011). With Spitzer observations of nearby clouds, the class 0 and class I lifetimes were estimated to be
0.16 Myr and 0.54 Myr (Evans et al., 2009). This was estimated based on the comparison of the number
of class 0, class I and class II YSOs and combining it with the estimated age of class IT YSOs, 2+1 Myr
(Spezzi et al., 2008), which remains uncertain. Recently, it was indicated in Simon et al. (2019a) that
class IT YSOs might be a factor 3-5 older than currently assumed when including the magnetic field in
their evolution. It should be noted that there are significant differences and that several studies have
indicated different lifetimes for class 0 and class I YSOs (e.g. André & Montmerle, 1994; Greene et al.,
1994; Andre, Ward-Thompson & Barsony, 2000; Visser, Richer & Chandler, 2002; Hatchell et al., 2007;
Briinken et al., 2014) which are generally considered to be between 0.01 and 1 Myr.

3.2.3 The core mass function

With large scale millimeter and far-infrared continuum mapping, in particular of nearby clouds, it
was possible to obtain a census of prestellar cores and their mass. This census became increasingly
complete with increasing sensitivity. Already from the first studies it became evident that there is
a striking similarity between the prestellar core mass function (CMF) and the observed initial mass
function (IMF) of stars. Furthermore, the CMF is shifted by roughly a factor 3 to higher masses with
respect to the IMF (Motte, Andre & Neri, 1998; Testi & Sargent, 1998; Johnstone et al., 2000). The
IMF is the mass probability distribution for stars reaching the main sequence (Offner et al., 2014). The
currently constrained IMF can be more or less described by a lognormal function with a peak near 0.3
Mg, followed by a power law described by dN/dm o m™* with o = 2.-2.5, see Fig. 3.3. There are
ongoing discussions whether the initial mass function is truly universal, but this will not be adressed
in more detail here as it is out of the scope of the current work (e.g. van Dokkum & Conroy, 2010;
Cappellari et al., 2012).

The similarity between the CMF and IMF was further confirmed in later studies with millimeter contin-
uum emission (Nutter & Ward-Thompson, 2007; Enoch et al., 2008), extinction maps (Alves, Lombardi
& Lada, 2007) and most recently with the results from the Herschel Gould Belt survey (André et al.,
2010; Konyves et al., 2010, 2015, 2020; Marsh et al., 2016; Benedettini et al., 2018; Bresnahan et al.,
2018; Ladjelate et al., 2020). The results from Herschel for the Aquila cloud are shown in Fig. 3.3. The
observed resemblance of the CMF and IMF can nicely fit with a scenario where the observed prestellar
cores form stars from the mass contained inside each prestellar core with a star formation efficiency
around 30-40%. As a result, the CMF that emerges from the ISM evolution would be responsible for
the observed IMF (Padoan & Nordlund, 2002; Hennebelle & Chabrier, 2008; Hopkins, 2012; Hennebelle,
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Lee & Chabrier, 2019). An opposing view argues that the IMF is not directly related to the CMF,
but rather the result of accretion in a dynamic environment (Bonnell et al., 2001b; Bate, Bonnell &
Bromm, 2003; Clark, Klessen & Bonnell, 2007). In the recent review by Offner et al. (2014) it was
emphasised that the origin of the IMF is still not understood because of the interplay of complex phys-
ical processes, but it was indicated that an intermediate scenario might be applicable. In any case,
these proposed scenarios demonstrate that understanding the formation of dense star forming gas is
important to understand the origin of the IMF.

3.2.4 Challenges of high-mass star formation

Up to this point, the generally considered framework for the formation of low- and intermediate mass
stars was discussed. However, there are also massive stars in the ISM with masses higher than 8 Mg.
Understanding the formation of these high-mass stars has been extremely challenging.

First of all, observational studies of high-mass star formation are complicated because the formation
of high-mass stars occurs in very dense, high column density regions. As a result of this high column
density, the formation sites are highly obscured. Furthermore, the rapid evolution and immediate im-
pact of feedback from high-mass stars makes it challenging to obtain reliable information on the initial
conditions. There is also a lack of nearby (< 1 kpc) high-mass star formation sites which makes it more
difficult to resolve individual star forming cores than for low-mass stars (Zinnecker & Yorke, 2007).
From theoretical considerations it also became clear that a classical scenario for low-mass star formation
by the gravitational collapse of an isothermal core that overcomes thermal pressure, as described in
Shu (1977), could not apply for high-mass star formation. Namely, the masses of high-mass stars are
far above the typical Jeans masses of cold and dense cores in the ISM. The resulting mass accretion
rate on a protostar at the typical low temperatures in dense cores is predicted by this model to be ~
1076 Mg, yr~! which is sufficient to form low-mass stars. However, for high-mass star formation this is
insufficient and leads to formation times that are significantly longer than 10° year (Stahler, Palla &
Ho, 2000). However, from the observed protostellar outflows (e.g. Behrend & Maeder, 2001; Beuther
et al., 2002b; Duarte-Cabral et al., 2013; Tan et al., 2016) and SED observations of massive hot cores
(Osorio, Lizano & D’Alessio, 1999; Nakano et al., 2000) it was found that higher mass accretion rates
are required, resulting in a formation timescale for massive stars that has to be significantly shorter
than 1 Myr.

Another important problem to form high-mass stars following the Shu (1977) model is the strong feed-
back from massive stars. The short Kelvin-Helmholtz contraction time of massive stars compared to
their accretion timescale implies that massive stars will start to burn hydrogen in their core before
accretion has ended. As a result, the strong luminosity can stop the spherical low mass accretion rate
and thus puts a hard upper limit on the mass of a star that is below the observed mass of several stars
(Larson & Starrfield, 1971; Wolfire & Cassinelli, 1987).

From observational studies an extra problem started to emerge. Observations found a complete lack
of, or at least extremely short lifetimes of, massive prestellar cores (Motte et al., 2007). This search for
high-mass prestellar cores became a hot topic in particular with the Herschel, Plateau de Bure/NOEMA
and ALMA telescopes (Motte et al., 2010; Tan et al., 2013; Duarte-Cabral et al., 2013; Tan et al., 2016;
Tigé et al., 2017; Motte, Bontemps & Louvet, 2018; Louvet et al., 2019). Yet, to this point there are
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only a couple, unconfirmed, high-mass prestellar candidates (Duarte-Cabral et al., 2013; Cyganowski
et al., 2014; Wang et al., 2014; Kong et al., 2017; Nony et al., 2018; Molet et al., 2019) which may even
indicate that there is no high-mass equivalent of a prestellar core.

Consequently, several ideas have been proposed to explain the formation of massive stars. An early
proposed idea was that stellar mergers at the center of dense clusters might form massive stars (Bonnell,
Bate & Zinnecker, 1998; Bonnell & Bate, 2002), yet stellar mergers are expected to be rare (Zinnecker
& Yorke, 2007).

Bondi-Hoyle competitive accretion by low-mass protostellar cores from the high mass reservoir in dense
molecular clumps was also proposed to circumvent the possible problems associated with high-mass
star formation (Bonnell et al., 2001a; Bonnell & Bate, 2006; Murray & Chang, 2012).

In strong contrast to competitive accretion, the turbulent core model was described by McKee & Tan
(2002, 2003) where high-mass stars form through the collapse of a massive prestellar core that was main-
tained in a stable state with an increased effective Jeans mass against further fragmentation because
of important turbulent and/or magnetic support. The resulting collapse of such a high-mass prestellar
core could then provide sufficiently large accretion rates for massive star formation. However, an exact
application of this model has problems with the later established difficulty to find high-mass prestellar
cores.

On the other hand, the idea of a scenario with an important role for the large-scale dynamics has
also increasingly gained attention outside of the Bondi-Hoyle scenario. In particular, high mass star
formation as a result of the gravitational collapse of a clump has been proposed (Smith, Longmore &
Bonnell, 2009; Wang et al., 2010; Hartmann, Ballesteros-Paredes & Heitsch, 2012) e.g. in the form
of the global hierarchical collapse scenario where collapsing substructures on different size scales in a
molecular cloud provide continuous mass towards smaller scales. This large scale gravitational collapse
replinishing smaller substructures will then eventually lead to massive star formation in the hubs of fil-
amentary structures (Vdzquez-Semadeni et al., 2009; Vazquez-Semadeni, Gonzélez-Samaniego & Colin,
2017; Vazquez-Semadeni et al., 2019). Another dynamic scenario based on gravitational inflow is the
fragmentation-induced starvation scenario. In this scenario, gravitational inflow along filaments leads
to massive star formation at the center of the gravitationally collapsing clump. The magnetic field
inhibits strong fragmentation, provides local support and brakes rotational motion which increases the
gravitational inflow, while fragmentation and resulting star formation in the inflowing filaments limit
the mass accretion onto the central massive star forming cores (Peters et al., 2010, 2011; Girichidis
et al., 2012). There is also a more recently proposed dynamic scenario based on inertial converging
flows in supersonic turbulence which provide continuous inflow responsible for increasing the mass of
massive star forming cores over time (Padoan et al., 2019).

In order to overcome the issue related to radiation pressure preventing high-mass star formation, it was
proposed that disk accretion plays an important role. It was found that the high opacity in the disk can
lead to an anisotropic radiation pressure such that accretion from the disk can overcome the radiation
pressure barrier (e.g. Yorke & Bodenheimer, 1999; Yorke & Sonnhalter, 2002; Krumholz, McKee &
Klein, 2005; Kuiper et al., 2010, 2011).

From an observational point of view, significant progress has been made to understand the forma-
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tion of massive stars thanks to Spitzer, Herschel, ALMA and NOEMA /the Plateau de Bure (PdB)
interferometer to name a few telescopes. It was pointed out before that these telescopes have demon-
strated the lack of massive prestellar cores and thus point to a more dynamic massive star formation
scenario. In particular ALMA and NOEMA /PdB have allowed to investigate the fragmentation of
massive dense cores (Motte et al., 2007). Massive dense cores (MDCs) are the locations of high-mass
star formation, and are generally defined as ~ 0.1 pc cores with a mass above 40 Mg (Motte, Bontemps
& Louvet, 2018). In these MDCs, further fragmentation was observed (Bontemps et al., 2010b; Palau
et al., 2013, 2014; Beuther et al., 2015a, 2018; Csengeri et al., 2017). The subfragmentation shows quite
some variation depending on the source, but generally the fragmentation is higher than expected for
the turbulent core model but also lower than expected for competitive accretion.

Both low- and high-resolution kinematic studies of high-mass star forming regions and MDCs provide
interesting information. Several observations have put forward that the observed large scale kinematics
of massive molecular clouds tend to support a more dynamic scenario. It was in particular proposed
that large scale gravitational collapse and the resulting inflow of filaments drive the formation of massive
stars (Peretto, André & Belloche, 2006; Galvan-Madrid et al., 2010; Schneider et al., 2010; Wyrowski
et al., 2012, 2016; Peretto et al., 2013, 2014; Beuther et al., 2013; Henshaw et al., 2014; Hacar et al.,
2017; Williams et al., 2018; Traficante et al., 2018, 2020; Montillaud et al., 2019). Focusing on the
kinematics inside the massive dense cores it is found that this large scale inflow might result in small
scale converging flows and shears that are responsible for high mass star formation (Csengeri et al.,
2011a,b; Beuther et al., 2015a). This idea that intersecting small scale velocity coherent flows are re-
sponsible for high-mass star formation was also proposed in the framework of the so-called fibers for
Orion (Hacar et al., 2018). The concept of fibers will be discussed in more detail in Sec. 3.3.1. The
formation of high-mass stars at the intersection of inflowing filaments, and possibly by the collapse of
an entire molecular cloud, fits with the observations of the Herschel telescope that high-mass protostars
are located at the intersection of multiple filaments (Schneider et al., 2012).

When studying higher mass regions with ALMA, it was recently shown that the core mass function in
these regions is flatter than the IMF (Motte et al., 2018; Liu et al., 2018). As there are no, or very
little high-mass prestellar cores, these CMFs are made of all extracted, mostly class 0, dense cores. The
physical reason for this departure from the IMF slope is still an open question, but the result suggests
that the IMF is not inherited from the CMF at high masses (> 10 M)). This is not necessarily surpris-
ing since it was already mentioned that high-mass stars are increasingly considered to form in a more
dynamic scenario. However, recently it was suggested by Sadaghiani et al. (2020) that this apparent
flatter CMF slope could be a simple temperature effect.

3.3 The filamentary structure of the ISM

Molecular clouds are found to have further dense substructure and contain elongated filamentary struc-
tures, which has been noticed early-on in observations of what later turned out to be molecular clouds
(Barnard, 1907). This presence of filaments in molecular clouds was further observed in a large variety
of studies (Bergin & Tafalla, 2007) and the presence of filament hubs, which are locations where fila-
ment intersect, was found in e.g. Spitzer images (Myers, 2009). This led to several theoretical studies
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Figure 3.3: The black curves indicate the observed IMF descriptions in several studies (Salpeter, 1955;
Kroupa, 2001; Chabrier, 2005) and the mass distribution of CO clumps (Kramer et al., 1998). The
green histogram shows the CMF for starless cores (which are not necessarily bound), and the blue
histograms show the CMF for prestellar cores in the Aquila molecular cloud as seen with Herschel. The
lowest blue histogram contains only robust prestellar cores. A prestellar core was considered robust if
avir = Myir/Meps < 2 (Bertoldi & McKee, 1992). The vertical line indicates the completeness limit of
the CMF, and the red curve indicates the fit to the CMF of robust (full line) and candidate (dashed
line) prestellar cores. This image was adapted from Konyves et al. (2015).
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Figure 3.4: The Herschel images of Aquila (left; Konyves et al., 2010; Bontemps et al., 2010b) and
Polaris (right; Men’shchikov et al., 2010; Miville-Deschénes et al., 2010) which are processed by a
curvelet transform to enhance the filamentary structures. The green and blue triangles indicate the

candidate class 0 protostars and prestellar cores, respectively. This figure was adapted from André
et al. (2010).
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of filaments in equilibrium with the surrounding ISM to understand their fragmentation and role in
cluster formation (e.g. Ostriker, 1964; Inutsuka & Miyama, 1992; Nakamura, Hanawa & Nakano, 1993;
Inutsuka & Miyama, 1997; Fiege & Pudritz, 2000; Inutsuka, 2001). These theoretical studies have put
forward that there is a critical mass per unit length for filaments around 16 Mg, pc~!, above which an
isothermal filament is no longer stable against perturbations. A perturbation in a filament above the
critical mass per unit length will lead to rapid gravitational fragmentation of the filament. Numerical
simulations also addressed the formation scenario of the interstellar filaments. It was proposed that
turbulent compression could give rise to filamentary structures (e.g. Padoan et al., 2001; Mac Low &
Klessen, 2004; Jappsen et al., 2005), and it was also observed that numerical simulations of large scale
converging flows give rise to filamentary clouds (Ballesteros-Paredes, Hartmann & Vézquez-Semadeni,
1999; Vézquez-Semadeni et al., 2007; Heitsch et al., 2008; Banerjee et al., 2009).

Though filaments in the ISM were known since long, it was the unprecedented sensitivity of the Her-
schel telescope that highlighted the ubiquitous filamentary nature of the dense ISM in multiple large
programs (Herschel Gould Belt survey, HIGAL, HOBYS, EPoS) dedicated to map the dust continuum
emission of galactic clouds (André et al., 2010; Molinari et al., 2010; Motte et al., 2010; Henning et al.,
2010). In Fig. 3.4, the filamentary structure of the Aquila and Polaris clouds, observed as part of the
Herschel Gould Belt survey, are presented. Further studies of these Herschel filaments, in particular
with regard to the location of the pre- and protostellar cores, have shown that the majority of stars
form in filaments (Men’shchikov et al., 2010; Polychroni et al., 2013; Konyves et al., 2015; Marsh et al.,
2016; Rayner et al., 2017). This has led to a proposed filamentary paradigm for star formation where
filamentary properties regulate the outcome of star formation (André et al., 2014; Shimajiri et al.,
2017; André et al., 2019a). This paradigm is in particular based on the proposed universal 0.1 pc radial
width of Herschel filaments in the Gould Belt molecular clouds (Arzoumanian et al., 2011, 2019; Koch &
Rosolowsky, 2015). However, the filamentary origin for the IMF proposed in André et al. (2019a), where
gravitational fragmentation of filaments (and their statistics) sets the CMF and as a result the IMF, for
example does not consider the substructure found in Herschel filaments (e.g. Hacar et al., 2013). Fur-
thermore, the proposed universal 0.1 pc filament width is still highly debated. Several observational and
numerical studies have questioned the validity of this universal 0.1 pc filament width based on a variety
of arguments (e.g. Panopoulou et al., 2014, 2017; Smith, Glover & Klessen, 2014; Ntormousi et al., 2016;
Seifried et al., 2017; Hacar et al., 2018; Ossenkopf-Okada & Stepanov, 2019). From an observational
point of view it was argued, among others, that averaging over the filament significantly affects the
results (Panopoulou et al., 2017), and that taking into account further filamentary substructure also
affects the results (Hacar et al., 2018). It was also argued that using a single temperature in the line
of sight to construct the column density profile affects the obtained filament width (Howard et al., 2019).

Filamentary structures are also ubiquitous in high-mass star forming regions where the massive stars
form in filament hubs and ridges (Hill et al., 2011; Schneider et al., 2012; Hennemann et al., 2012;
Ragan et al., 2012, 2015; Peretto et al., 2013, 2014). A hub was already defined as a location where
filaments intersect (Myers, 2009). A ridge is a high column density (N, > 10?3 cm~2) elongated struc-
ture/filament where massive stars can form (Hartmann & Burkert, 2007; Hill et al., 2011; Hennemann
et al., 2012). Generally, lower density filaments are also connected to a ridge, such that it could be seen
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Figure 3.5: Left: The magnetic field orientation from the Planck telescope overlayed on the column
density map of the Chamaeleon-Musca cloud. The filamentary orientation is generally perpendicular
to the densest structures. This figure is adapted from (Planck Collaboration et al., 2016b). Right: A
zoom into the magnetic field orientation near the Musca filament. This demonstrates a highly organised
magnetic field in the Musca cloud. This figure was adapted from (Planck Collaboration et al., 2016¢).

as an elongated filament hub. This filamentary structure in massive star forming regions can provide
compact inflow towards the MDCs in hubs and ridges. The relatively small cross section associated
with filamentary inflow could limit the mass accretion rate, but possibly this can be overcome by a
global inflow off the filaments towards the hubs and ridges (Schneider et al., 2010; Peretto et al., 2013).
Once the feedback from massive stars becomes important, this can halt global inflow. In this case, fila-
ments might provide a continued inflow towards MDCs because they are better shielded from feedback
through their high density and compactness.

Observations of the galactic plane with Spitzer and Herschel also demonstrated the presence of fila-
ments with lengths up to 100 pc and high column densities, which are in some cases associated to the
galactic spiral arms. These filamentary structures are often referred to as giant molecular filaments,
giant Herschel filaments and galactic bones, and can be the location of significant high-mass star forma-
tion (Jackson et al., 2010; Ragan et al., 2014; Goodman et al., 2014; Schisano et al., 2014, 2020; Zucker,
Battersby & Goodman, 2015; Wang et al., 2015, 2016; Abreu-Vicente et al., 2016; Mattern et al.,
2018a,b). Recently, efforts were made to classify these different large scale filaments based on their
velocity substructure, association with spiral arms and aspect ratio (Zucker, Battersby & Goodman,
2018).
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3.3.1 Observational constraints on nearby interstellar filaments

In the last decade, a significant effort has been started to better understand physical properties of the
resolved star forming filaments, in particular in the Gould Belt. It was found that their density profile
obtained with Herschel can be fitted reasonably well with a Plummer profile (Arzoumanian et al., 2011,
2019). The Plummer density profile is given by

B pe
o) = 1+ (I“/Rﬂat)2]p/2 31

with p. the central density, Ryq¢ the inner flat radius of the density profile, and p the power law of the
density profile. With Herschel these values can be deduced by fitting the column density profile using

pcRﬂat

() = A, — (32)
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with 6 the inclination angle with respect to the plane of the sky.

Fitting the column density profiles of filaments it is typically found that their power law can be de-
scribed with p ~ 2, and that the typical width of the filaments is around 0.1 pc (Arzoumanian et al.,
2011, 2019; Peretto et al., 2012; Palmeirim et al., 2013; Koch & Rosolowsky, 2015; Cox et al., 2016).
However, it was already pointed out that this proposed universality is questioned by several studies.
Furthermore, it was proposed by Tritsis & Tassis (2018) that some of the observed filaments that are
not yet forming stars are in fact sheets that are seen edge-on.

Observations with the Planck telescope that are shown in Fig. 3.5, reveal that the orientation of in-
terstellar filaments is closely coupled to the local magnetic field orientation. Star forming filamentary
structures are generally perpendicular to the magnetic field orientation (Planck Collaboration et al.,
2016¢,b; Malinen et al., 2016). Indications of this behaviour were already found with polarisation mea-
surements of dust extinction and millimeter dust emission (e.g. Vrba, Strom & Strom, 1976; Vrba,
Coyne & Tapia, 1981; Heyer et al., 1987, 2008; Pereyra & Magalhaes, 2004; Vallée & Fiege, 2006; Chap-
man et al., 2011; Koch et al., 2014).

Looking into lower density and even HI regions, large filamentary structures (> 10 pc) (e.g. Miville-
Deschénes et al., 2003; McClure-Griffiths et al., 2006; Begum et al., 2010) as well as smaller scale (~ 1
pc) filamentary structures are observed. These smaller scale low-density filaments are often referred to
as striations (Goldsmith et al., 2008; Heyer et al., 2016; Cox et al., 2016). These lower density filaments
in the ISM are generally aligned with the magnetic field orientation (McClure-Griffiths et al., 2006;
Clark, Peek & Putman, 2014; Planck Collaboration et al., 2016b,a; Cox et al., 2016; Kalberla et al.,
2016; Clark et al., 2019). There thus appears to be a transition from filament alignment with the mag-
netic field to filaments being perpendicular to the magnetic field. The transition has been suggested to
occur near a typical column density Nz ~ 5x10?" ¢cm~2 based on observations (Planck Collaboration
et al., 2016b; Malinen et al., 2016; Fissel et al., 2016; Soler et al., 2017), which poses an important
contraint on models of filament formation. It has been suggested that this transition point could be
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related to a transition from a regime in the ISM that is dominated by the magnetic field to a regime
that is dominated by gravity (e.g. Soler & Hennebelle, 2017; Fissel et al., 2019).

Observations of line transitions from different molecules that trace high density gas in filaments (e.g.
C'80, NoH*, NHs,...) unveil the kinematics in the line of sight for star forming filaments. One of
the first results when studying filament kinematics, was the presence of filamentary velocity coherent
substructure, so-called fibers (Hacar et al., 2013, 2018; Hacar, Tafalla & Alves, 2017; Dhabal et al.,
2018; Shimajiri et al., 2019a). These fibers are identified in the three dimensional position-position-
velocity (PPV) space. The two spatial axes identify the plane of the sky and the velocity axis provides
information on the velocity in the line of sight. In PPV space, spectra can contain multiple velocity
components at a specific location in the plane of the sky. Separating these individual velocity compo-
nents at each location shows that they form filamentary structures in the plane of the sky, which are
the fibers. Evaluating the properties of fibers it was suggested that they can have a significant diversity,
even in a single filament. For example, indications of large density differences have been presented for
fibers inside a single dust continuum filament (Hacar et al., 2013). Elaborating on these results, it was
proposed that these fibers are spatially (in 3D) individual structures where prestellar cores form as a
result of fiber fragmentation instead of fragmentation by the dust continuum filament (Tafalla & Hacar,
2015). It was also suggested that these fibers have no characteristic filament width of 0.1 pc (Hacar
et al., 2018).

Studying the molecular linewidth of fibers and filaments that are established with dust continuum
emission, it was observed that filaments below their critical line mass have a relatively universal sub-
/transonic velocity dispersion of on7/cs ~ 0.5-1 (where ¢, is the sound speed and oy is the non-thermal
contribution to the linewidth) while higher column density filaments and fibers have a growing spec-
tral linewidth with increasing column density (Arzoumanian et al., 2013; Hacar et al., 2018; Mattern
et al., 2018b). When studying the increase of the spectral linewidth for filaments that are established
with dust continuum emission, it should be taken into account that this spectral linewidth can be the
result of several individual velocity components. It should also be noted that there are dust continuum
filaments without or with limited further velocity substructure (Hacar et al., 2016).

Fitting spectral line observations not only provides information on the linewidth in the filament, but
also provides information on the velocity field of filaments. Studying the resulting velocity fields demon-
strated velocity gradients aligned with the dust continuum filament axes (Kirk et al., 2013; Peretto et al.,
2014; Jiménez-Serra et al., 2014), as well as velocity gradients perpendicular to the filament orientation
(Olmi & Testi, 2002; Schneider et al., 2010; Fernandez-Lépez et al., 2014; Beuther et al., 2015b; Dhabal
et al., 2018). The gradients aligned with the filament axes have generally been interpreted as inflow
to a hub of these filaments, though this interpretation is debated (Ferndndez-Lépez et al., 2014), while
the gradients perpendicular to the filaments have generally been considered as evidence of mass inflow
to the filament (e.g. Smith et al., 2016; Chen et al., 2020). From the large scale kinematics of molecular
clouds around star forming filaments this idea of large scale inflow, aligned with the magnetic field, to
star forming filaments was also proposed to be the result of the gravitational potential of the filament
(Palmeirim et al., 2013; Shimayjiri et al., 2019b). This could provide an explanation for the observed
correlation between filament orientation and magnetic field orientation. A possible scenario emerges
where the low mass filamentary structures are flowing along the magnetic field to provide mass accretion
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on the dense star forming filaments that are consequently oriented perpendicular to the magnetic field.
Since the Herschel observations there has thus been a significant effort to establish the properties of
filaments, but there obviously is still strong debate on their properties and the origin of these filament
properties.

3.3.2 Cloud formation and the ubiquitous filamentary structure of the ISM

Now, it is well established that dense star forming gas emerges in the ISM in the form of filamentary
structures, and even that lower density gas in the ISM is highly filamentary. Consequently, it is impor-
tant to study the physics of filamentary gas in the ISM since it sets the conditions of star formation.

In early work on the evolution of the ISM, it was proposed that clouds and dense core formation is gov-
erned by slow, quasi-static contraction that might be driven by ambipolar diffusion (e.g Mouschovias,
1976; Shu, Adams & Lizano, 1987). However, it was pointed out that the observed small crossing times
of molecular clouds (e.g. Zuckerman & Evans, 1974; Larson, 1981; Solomon et al., 1987) prevent the
molecular cloud from reaching such a quasi-static behaviour (e.g. Ballesteros-Paredes, Hartmann &
Vazquez-Semadeni, 1999; Elmegreen, 2000; Hartmann, Ballesteros-Paredes & Bergin, 2001). This led
to the so-called gravo-turbulent view where dense gravitationally unstable cores and filaments emerge
from turbulent motions in the molecular clouds (e.g. Klessen, Heitsch & Mac Low, 2000; Padoan &
Nordlund, 2002) which can be driven by energy injection from supernovae (McKee & Ostriker, 1977;
Mac Low & Klessen, 2004). Simulations also showed that supersonic molecular clouds can be formed
by a converging flow in the WNM. In this converging flow scenario, the collision triggers the thermal
instability such that cold supersonic filamentary clouds can be formed (e.g. Hennebelle & Pérault, 1999;
Koyama & Inutsuka, 2000, 2002; Audit & Hennebelle, 2005; Banerjee et al., 2009). In more recent work,
it was proposed by Inutsuka et al. (2015) that the dynamics of such converging flows can be driven by
expanding shells around OB stars and supernovae. In this scenario of converging flows, it was more
recently also considered that cloud-cloud collisions, i.e. converging flows that already contain dense
molecular gas, can also result in the creation of (massive) star forming clouds (e.g. Inoue & Fukui,
2013; Wu et al., 2015, 2017; Inoue et al., 2018). It was also found that cold supersonic filamentary
clouds can form during the hierarchical gravitational collapse of a cloud (e.g. Vézquez-Semadeni et al.,
2009; Gémez & Vézquez-Semadeni, 2014).

In simulations that aim to describe the ISM with different initial conditions and physical processes,
it is thus almost universally observed that dense filamentary structures are formed. This indicates that
basically all processes that play a role in the ISM in some way lead to or increase the presence of
filamentary structures: gravity (e.g. Nagai, Inutsuka & Miyama, 1998; Gémez & Vazquez-Semadeni,
2014), turbulence (e.g. Padoan et al., 2001; Jappsen et al., 2005; Smith, Glover & Klessen, 2014; Fed-
errath, 2016), the magnetic field (e.g. Hennebelle, 2013; Auddy, Basu & Kudoh, 2016; Tritsis & Tassis,
2016; Inoue et al., 2018) and galactic shear (e.g. Smith et al., 2014; Duarte-Cabral & Dobbs, 2016).
This universal tendency to form filaments is intriguing and strongly suggests that different processes
will be responsible for the diverse filamentary structures observed in the galaxy (Gould Belt filaments,
striations, ridges, galactic bones,...). However, it is thus required to find observational signatures of
the filament formation process for each type of filament. For filaments in the Gould Belt, this implies
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e.g. searching for low-velocity shocks which can form dense filamentary gas through compression (e.g.
Padoan et al., 2001; Pudritz & Kevlahan, 2013; Federrath, 2016; Clarke et al., 2018), quantifying ve-
locity gradients in the filament (Chen et al., 2020), mapping the large scale kinematics (e.g. Nagai,
Inutsuka & Miyama, 1998; Inoue et al., 2018) and probing the magnetic field orientation (e.g. Soler &
Hennebelle, 2017; Seifried et al., 2020).

Furthermore, simulations do not necessarily point to a complete filament paradigm as proposed by
André et al. (2014); Shimajiri et al. (2017); André et al. (2019a) where the filaments form first and
their properties then set the outcome of star formation and the star formation efficiency. Simulations
rather indicate that star forming gas emerges in filametary structures, but that e.g. the star formation
rate and initial mass function are set by the turbulent properties and the magnetic field of the molecular
clouds (e.g. Padoan et al., 2014; Krumholz, 2014; Hennebelle, Lee & Chabrier, 2019).

Numerical studies have also tried to reproduce the proposed universal 0.1 pc filament width, which
is generally not found in simulations of the ISM. The reason(s) for this is currently unclear, but mul-
tiple explanations have been proposed: filament selection differences (Ntormousi et al., 2016), possibly
missing physics of filament formation (Ntormousi et al., 2016; Federrath, 2016), the fitting procedure
(Smith, Glover & Klessen, 2014), optical depth effects (Seifried et al., 2017) and the assumption of an
isothermal filament (Seifried et al., 2017). Even though most simulations tend not to produce 0.1 pc
width filaments, Federrath (2016) managed to reproduce a universal filament width in turbulent box
simulations including gravity, turbulence, the magnetic field and feedback from protostellar outflow
jets. It was suggested that the inclusion of all these physical processes was essential for this result.
The fibers in dust continuum filaments have also received considerable attention in numerical simu-
lations, since turbulent simulations naturally produce filamentary substructure (Moeckel & Burkert,
2015). Based on simulations, two main scenarios of fiber formation have been proposed. Smith, Glover
& Klessen (2014); Smith et al. (2016) put forward that fibers are produced by shock compression in the
turbulent ISM. After their formation, the fibers are gathered in large dust continuum filaments. On
the other hand, fibers can form inside dust continuum filaments as a result of vorticity in the filament
due to an inhomogeneous accretion flow (Clarke et al., 2017). Simulations also indicated that care has
to be taken with fiber-based star formation theories since coherent velocity structures are not neces-
sarily independent spatial structures (Moeckel & Burkert, 2015; Zamora-Avilés, Ballesteros-Paredes &
Hartmann, 2017; Clarke et al., 2018).

3.3.3 Low-velocity shocks and dense gas formation in the ISM

Because of supersonic turbulent motions in a molecular cloud, the supersonic energy will be dissipated
by shocks. The shocks that dissipate this supersonic motion are often referred to as low-velocity shocks.
The presence of low-velocity shocks in molecular clouds is intriguing because they can strongly enhance
the gas density which can result in star formation (e.g. Vazquez-Semadeni, 1994; Klessen, Heitsch &
Mac Low, 2000; Padoan et al., 2001). Since dense gas is often formed in filamentary structures, low-
velocity shocks may play an important role during the formation process of the observed filaments. In
particular, it was pointed out by Federrath (2016) that shock compression in a converging flow can
provide an explanation for the observed p o< r=2 density profile of filaments. If gas encounters a shock
front, it is heated directly behind the shock front such that it excites higher atomic and molecular en-
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Figure 3.6: Left: The temperature profile for J-type shocks with a preshock density ny = 10 cm™3,

presented in Lesaffre et al. (2013). Right: The same for C-type shocks, where it can be noted that
above a specific velocity (~ 20 km s~! for the presented models) C-type shocks can not occur. It also
becomes obvious that J-type shocks lead to a higher peak temperature.

ergy levels. Based on predictions by low-velocity shock models and photo-dissociation models, it is then
possible to detect the presence of low-velocity shocks. The densification by these low-velocity shocks
can also play an important role in the cooling of the dense ISM thanks to the CO molecule (Goldsmith
& Langer, 1978; Whitworth & Jaffa, 2018). With Herschel spectroscopic observations, some indications
of possible shock excitation have been reported with relatively bright high-J (> 5) CO lines in a couple
of molecular clouds (Pon et al., 2014, 2015; Larson et al., 2015). In these papers, the observed high-J
CO lines were then attributed to the dissipation of generic turbulent motions in the molecular cloud,
but it was not possible to study the association with dense gas formation.

Shock morphology is quite generally distributed in two classes: J-type shocks (e.g. Shull & McKee,
1979; Hollenbach & McKee, 1989) and C-type shocks (e.g. Mullan, 1971; Draine, 1980; Draine, Roberge
& Dalgarno, 1983; Kaufman & Neufeld, 1996a,b; Flower & Pineau des Foréts, 2003; Pon, Johnstone &
Kaufman, 2012; Lesaffre et al., 2013). Model results from Lesaffre et al. (2013) for both shock types
are presented in Fig. 3.6. A J-type shock stands for a sudden jump in physical conditions. This leads
to adiabatic compression, consequent heating and radiative cooling over a small distance which is ~
10 - 10% cm for low-velocity shocks (e.g. Lesaffre et al., 2013). The adiabatic phase is described by
Rankine-Hugoniot jump conditions

P1V1 = P2V2
PIVE + D1 = pavi + D2 (3.4)
1 1
§p1V% +h; = 2P2V§ +hy
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with p the densities, v the velocities, p the pressure and h the specific enthalpy at both sides of the
shock discontinuity. In the radiative cooling phase, the temperature drops while the density increase
continues to maintain the pressure balance.

A C-type shock stands for a continuous shock and can occur in a magnetised medium where the
dissipation continuously happens through ion-neutral friction over a relatively large distance compared
to J-type shocks. This also results in a significantly lower temperature of the shock heated gas. However,
a C-type shock can only exist up to a maximal velocity that corresponds to the magnetosonic velocity
of the charged fluid. Above this upper velocity for signal propagation, the magnetic field can no longer
smooth the shock excitation which will result in a J-type shock.

3.4 Far infrared and submillimeter observations of the ISM

3.4.1 Atmospheric absorption

The dust continuum emission and a variety of atomic and molecular lines that trace the star forming
ISM are emitted at far infrared and (sub)millimeter wavelengths. However, at ground level, the atmo-
sphere is completely opaque for wavelengths from ~ 20 yum down to 1 mm, see Fig. 3.7, because of
different molecules in the atmosphere. The most important ones are O3 (ozone), HoO (water) and COq
(carbon dioxide).

1) The largest fraction of ozone is located at an altitude between 15 and 35 km, in the so-called
ozone layer. Ozone mostly absorbes UV light and shorter wavelengths, but plays no role for far infrared
and submillimeter emission.

2) Water is the most important absorber for longer wavelengths. Specifically between 5.5 pm and
7.0 pm, and at wavelengths > 27 pm.

3) Carbon dioxide mainly absorbs in the mid- and far-infrared, but it’s contribution is not as im-
portant as water.

Water is the most constraining molecule to perform observations in the infrared and millimeter. Unfor-
tunately, 99 % of the water vapour is located in the troposphere which has an average altitude of ~ 13
km. For observations in the infrared, it is thus recommended to observe from space or at least from the
stratosphere to avoid most water vapor in the atmosphere. Infrared observations will thus be carried
out from space (e.g. Spitzer Space Telescope, Herschel Space Telescope), from a stratospheric airplane
(SOFTA) or from instruments on high-altitude balloons (e.g. BLAST). At submillimeter wavelengths,
water vapor becomes less disturbing. Consequently, it is possible to observe in important spectral
windows between 0.5 and 1 mm from dry places at high altitude. Studies have been carried out to de-
termine dry places with low water vapor based on satellite data of the atmosphere. One of the primary
locations with low water vapor over most of the year is around the Chajnantor plateau in the Atacama
desert (Tremblin et al., 2012). This is why several telescopes are located there or under construction
such as the Atacama Large Millimeter Array (ALMA), the Atacama Pathfinder Experiment (APEX),
the NANTEN2 observatory and the Cerro Chajnantor Atacama Telescope (CCAT-p).
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Figure 3.7: The absorption percentage by the earth atmosphere at sea level as a function of wavelength.
Strong absorption happens for long radio wavelengths (> 10 m), in the infrared, and for ultraviolet,
X-ray and gamma ray radiation. This figure was adapted from Wikipedia.

3.4.2 Single dish observations

Both refracting and reflecting telescopes can be used for astronomical observations. The refracting tele-
scope makes use of a lens system and was for a long time a primary instrument for optical observations.
However, in modern astronomy the refracting telescope has been replaced by the reflecting telescope
which allows for a much larger light collecting area to observe fainter objects. In a reflecting telescope,
the primary mirror is a large dish that collects the incident radiation and sends it to the secondary mir-
ror. This secondary mirror focusses the collected light to the focal plane where the receiver is located,
see Fig. 3.8. For a circular reflecting telescope, the maximal resolution is a function of the reflector/dish
size and the observed wavelength because of the diffraction of light. The resulting maximal resolution

is given by
A
=1.22— .
R ) (3.5)

With D the diameter of the dish, and A the observed wavelength.

There is a vast diversity of reflecting telescope types. It is not aimed to be comprehensive here, but the
major types of reflecting telescopes are presented in Fig. 3.8:

- A Newtonian telescope consists of a primary mirror and a flat secondary mirror which reflects the
light to a focal plane near the top of the telescope.

- A Gregorian telescope has a primary mirror with a hole at its center. This hole is the location where
the concave secondary mirror focusses the observed emission.

- A Cassegrain telescope also contains a hole at the center of the primary mirror. The incoming light
is focussed in this hole by the hyperbolic secondary mirror. This designs allows to increase the focal
length of the telescope.

- The Nasmyth telescope resembles the Cassegrain telescope, but has a third mirror which reflects the
light to the side of the telescope.

To perform observations with a reflecting dish, the dish needs to have the smallest possible defects,
because the gain of the telescope (G) is related to the rms of the dish imperfections (¢) and the observed

43



Figure 3.8: Top: A sketch of a Newtonian type reflecting telescope. Middle: The same for a Gregorian
telescope. Bottom: The same for a Cassegrain telescope. These figures were adapted from Wikipedia.

wavelength (\) as was demonstrated by Ruze (1952). This relation is given by

G(e) = Goe~ (3’ (3.6)
with Gg the gain of the antenna in the absence of imperfections. When observing longer wavelengths,
a larger surface error rms is allowed to maintain a good antenna gain. This dependence of the gain, the
so-called Ruze factor, on the observed wavelength and surface imperfections at the wavelengths covered
by the APEX telescope (Giisten et al., 2006) is demonstrated in Fig. 3.9.

Heterodyne observations

Ground based spectral observations in the radio and (sub)millimeter domains are generally carried out
with heterodyne receivers such as P1230 and FLASH™ (Klein et al., 2014) on APEX, because it allows
a high spectral resolution (< 0.1 km s~! at (sub)mm wavelengths). This technology uses frequency
mixing of the received signal with a second signal provided by a local oscillator (LO) to convert the
received signal to an intermediate frequency (IF) which makes the later signal processing easier.

A consequence of the heterodyne technology is the generation of the image frequency (fim), which is a
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Figure 3.9: The Ruze factor (e_( b) )2) as a function of frequency for three surface rms values (10, 15
and 20 pum) for the submillimeter and far-infrared wavelengths covered by the APEX telescope. This
figure was adapted from Parra (2018).

signal at plus or minus twice the IF

(3.7)

Fin = f+2fip, if fro > f
T #2f, if fro < f

If the signal at the image frequency can be suppressed, it is possible to simultaneously observe the
original incoming radiation at the image frequency as well. However, when observing bright lines it
should always be checked if there is the presence of emission in the image band because of insufficient
attenuation of the generated image signal.

Bolometer observations

If spectral resolution is not important, e.g. to study the dust continuum emission, bolometer obser-
vations can be used in the submm and far infrared wavelength ranges. Examples of bolometers are
the PACS (Poglitsch et al., 2010) and SPIRE (Griffin et al., 2010) receivers on the Herschel Space
Telescope (Pilbratt et al., 2010). A bolometer uses a material with a varying resistance as a function
of the temperature, which allows to measure the incident radiation. A bolometer is thus essentially
a thermometer. Because of this it has to be cooled to extremely low temperatures (< 1 K) to avoid
contamination of the observations.

Antenna and main beam temperatures

The observed part of the sky emits energy that results in a flux (S,) that will be collected by the
telescope receiver. The flux of a source is obtained by integrating its specific intensity (I,) over the
solid angle () of the source. This specific intensity is expressed in W m~2 Hz~! sr~!, and is used in
particular when the source is resolved. The flux of a source in the sky is generally very weak in radio-
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and (sub)millimeter astronomy. Because of this, the flux is expressed in the Jansky unit (Jy) which
corresponds to 10726 W m~2 Hz~!. The specific intensity at a location in the sky can be related to
the radiation temperature in Kelvin (K), which is the unit that is generally used for observations in
the radio and (sub)mm domain. Under local thermal equilibrium (LTE), the specific intensity for a
temperature T at frequency v is given by
2hv3 1

c2 ehv/kT _1q

B,(T) =1, = (3.8)

with h the Planck constant, k the Boltzmann constant and c the speed of light. When considering long
wavelengths with respect to the temperature (i.e. hv < kT), one can work under the Rayleigh-Jeans
approximation, which is given by Taylor expansion of the factor e/*T (~ 1 4+ hv/kT + ...)
2hy? 1 ~ 20%T

2 (1+hy/kT) -1  ¢2
Under the Rayleigh-Jeans limit there is a direct relation between the radiation temperature and the

specific intensity. Converting the expression above to wavelength, the following relation for the radiation
temperature is obtained

B,(T) ~ (3.9)

)\2

Ty, = —1
b 2k1/

(3.10)

The observational output of a telescope is given by the antenna temperature (T7 ) and can be converted
to the main beam temperature (Twb), by Tmb = Mfor/Mmb T . With 7o, the forward efficiency, and 9y
the main beam efficiency of the telescope. To calibrate the main beam efficiency in the (sub)millimeter
domain, observations of solar system planets (e.g. Mars and Uranus) are compared with models of
their brightness, which usually have uncertainties smaller than 5%?2. In the case of the APEX telescope,
Mars and Uranus are representative calibrators for the point source main beam efficiency in the covered
frequency range because they have a typical source size (6s) of 4”. Jupiter on the other hand, with
Os ~ 30-40", is a better calibrator for extended sources. While performing astronomical observations,
one also has to verify the focus and pointing accuracy of the telescope using a reference source to make
sure that the observations are trustworthy. Regularly calibrating the focus is in particular important
when there are rapid temperature variations as this can have an effect on the reflector.

Receiver noise and calibration

Radio and (sub)mm sources are extremely weak, which is why the incoming signal has to be amplified.
To calibrate the receiver noise, the relation between the increase in noise temperature and the increase
in receiver output has to measured. This is done with the so-called 'hot-cold’ load, where the receiver
output is measured for input by two resistive loads at fixed temperatures Ty (hot) and T¢ (cold).
Generally Ty works at the ambient temperature (~ 293 K) and T¢ at the temperature of liquid
nitrogen (~ 78 K). If the receiver output is 'z, this allows to determine the receiver noise as follows

ZH = (TH =+ TrX)G

3.11
ZCc = (TC + Trx)G ( )

Zhttp:/ /www.apex-telescope.org/telescope/efficiency /index.php
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with Tyx the receiver noise temperature and G the gain. Then using (y = zp/zc), the receiver temper-

ature can be calculated with
r_ Th—ylc
rx — - L
y—1

The receiver noise is generally one of the most important noise contributors together with noise from
the atmosphere. All the noise contributions can be added together resulting in

(3.12)

Tigs = ST (3.13)

where T, are the individual noise contributions. From this sum of noise contributors, the root mean
square (RMS) noise can be calculated for the observation time 7 within a fixed frequency interval (Av)

with the following equation
Tsys

vVTAY

Depending on the necessary RMS of the observations, this allows to estimate the required observation
time.

ATgus = (3.14)

Interferometers

Increasing the reflector size of a telescope becomes increasingly difficult, which limits the angular
resolution of single dish telescopes. In order to increase the angular resolution one can make use of
interferometers such as ALMA, the Very Large Array (VLA) or the Square Kilometre Array (SKA)
which is under construction. An interferometer consists of multiple mirrors whose received signals are
combined. The distance between each pair of mirrors in an interferometer is called a baseline. The
maximal angular resolution of an interferometer is related to its maximal baseline. Interferometry can
increase the angular resolution of observations by increasing the maximal baseline, but it also filters
out extended emission. The maximal angular size of the extended emission that can be recovered is
related to the minimal baseline of the interferometer. However, interferometric observations are not
used in this thesis, such that this type of telescopes will not be discussed in more detail.

3.4.3 Radiation in the ISM

For telescopes to observe emission from interstellar gas, radiation eventually has to escape from a spe-
cific region in our direction. This is not necessarily a trivial problem, and requires an understanding
of radiative transfer in interstellar clouds. First of all, the observed emission from an interstellar cloud
can be separated into continuum and spectral line emission.

Continuum emission in the (sub)mm and far infrared is coming from dust emission. However, at longer
wavelengths the free-free emission from the interaction between charged particles and synchotron emis-
sion from the interaction of charged particles with the magnetic field also contribute to the continuum
emission.

To produce spectral line emission, atoms and molecules have to populate their different energy levels.
When an electron makes the transition to a lower energy level, this is accompanied by the emission
of a photon that carries the transition energy. Because of Doppler broadening due to thermal and
turbulent motions of the atoms and molecules, the observed spectral line for each transition will show
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line broadening. The population of different energy levels in atoms and molecules can happen through
radiative and collisional excitation.

Spectral line excitation conditions

Because the ISM is not in thermal equilibrium, there are two situations to describe the excitation
conditions of molecules and atoms in the ISM. Namely local thermal equilibrium (LTE) and non-local
thermal equilibrium (non-LTE).

LTE is the situation where thermal equilibrium is not valid for the full system but only at a local
level. This implies that the molecules are mainly excited by collisional excitation. The collisional part-
ner of molecules in the ISM is generally molecular hydrogen, while molecular hydrogen, atomic hydrogen
and sometimes electrons are the main collisional partners for atoms. LTE description of an observed
transition thus requires that the molecule is excited in a region with a sufficiently high density. The
required density for LTE depends on the observed molecule, transition and temperature. Specifically,
the density must be above the critical density (n.) which is defined by

Ne = Au (3.15)

Yul

where A is the coefficient which gives the rate of spontaneous light emission by an atom or molecule,
and nXx~y, gives the collisional rate out of level u to level 1. ~, will be described in more detail later
on.
When the atomic or molecular transition happens at a density below n., the non-LTE regime applies.
The methods to analyse observations in the non-LTE regime will be addressed in a later section.

Radiative transfer equations

When describing the radiative transfer in the ISM, we can start from the specific intensity (I,)) which is
defined by the energy (dE) per unit time (dt) per unit frequency (dv) from a solid angle (d2) passing
through a surface area (dA). In an equation this is described by

;. dEB
Y7 dt dA dv dQ

In this equation, the solid angle specifies the propagation direction of the radiation. As already men-
tioned in section 3.4.2, the specific intensity is often expressed in W m~=2 Hz ™! sr~! (or Jy sr™1).
First, the situation sketched in Fig. 3.10 will be considered where there is no emission and absorption
on the path of the light from a surface dA1 to dA2 over a path length R between the two surfaces.
Because there is no emission and absorption, dE; = dEs. This implies

(3.16)

Iy,l dAl dl/1 dQl dt = v,2 dAQ dV2 dQQ dt (3.17)

Here, dQ; is the solid angle of dAy at dAj, so dQ; = dAg/ R?. Similarly we get d2y = dA; / R2. Taking
into account that there is no change in frequency, we get that the specific intensity is a conserved
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Figure 3.10: A sketch, to illustrate Eq. 3.17, of light ray propagation from a surface dA; to dAy over
a distance R in a medium without emission or absorption.

quantity (I, ; = I, 2) over distance R.

Now consider that propagating radiation encounters a gas layer in the ISM with a path length ds
and an optical depth dr, see Fig. 3.11. The incident specific intensity is given by I, and the specific
intensity at the other side of the layer is given by I, + dI,. Then, one can describe the change in
specific intensity as follows

dl, = —I,k,ds + j,ds = —I,d7, + j,ds (3.18)

With k, the attenuation coefficient at the frequency v, and j, the local emissivity. Defining the specific
intensity of the gas parcel as S, = j, /k,, we get

dl
— =-I,+85, (3.19)
dry
Integrating the equation up to a distance s, gives
S
I,(s)=1,(0)e" ™ +/ Sye" " K,ds (3.20)
0

In the case where S, is a constant S, o, we get the following solution
I,(s) =1,(0)e"™ + Syo(l —e™ ™) (3.21)

When 7, < 1, we are in the optically thin case where I,(s) ~ 1,(0) + 7S,. If 7, > 1, we are in the
optically thick case where I,(s) ~ S,

Line radiative transfer simulations

To investigate the observed emission, codes that model the radiative transfer in the ISM can provide
valuable information on the excitation conditions. Here, we will focus on non-LTE line radiative transfer.
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Figure 3.11: A sketch of incident radiation (I,) propagating through an emitting and absorbing gas
layer.

There is a variety of non-LTE codes that take into account collisional data such as RADEX (van der
Tak et al., 2007), the code used in Keto et al. (2004), RATRAN (Hogerheijde & van der Tak, 2000),
Simline (Ossenkopf, Trojan & Stutzki, 2001), LIME (Brinch & Hogerheijde, 2010) or PYRATE (Tritsis,
Yorke & Tassis, 2018). We will not go into the details of all codes, and rather focus on the RADEX
code (van der Tak et al., 2007) which will be used in this thesis. RADEX is easy to use and allows to
constrain important quantities such as the kinetic temperature, density and column density based on
the observation of multiple lines. RADEX uses the information on atomic and molecular excitation from
the Leiden Atomic and Molecular Database (LAMBDA) (Schoéier et al., 2005) to predict the observed
line brightness for specific excitation conditions. For these calculations, it starts from a uniform gas
distribution which is either a spherical one or a layer. The input for the program consists of the
background temperature (which is generally fixed at the cosmic microwave background of 2.73 K), the
kinetic temperature, the Ho density, the column density of the molecule and the linewidth.

RADEX works based on the following formalism as described in van der Tak et al. (2007). A molecule
or atom is considered with multiple energy levels. The spontaneous emission rate from the upper level
(u) to a lower level (1) is denoted by Ay, the Einstein coefficients for the stimulated transitions are
given by By and By, and the collisional rate is denoted as C,; and Cj, and defined by

Cul = NcolVul (322)

with n., the number density (in cm~2) of the collisional particles which are generally H. 7, is the
collisional rate coefficient, which is described by the average of the collisional cross section times the
collision velocity distribution of the particles (described by the Maxwell-Boltzmann distribution)

Yl = (8 - fi ) (kThin) > / oEe E/kkin gy (3.23)
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Here, o is the collisional cross section, E the collision energy, T;, the kinetic temperature and p the
reduced mass. Consequently, the upward collisional rates are given by

Gu —_hy ;
Yiuw = ’}/ulg—’l;e hv [kTin (324)

with g the statistical weight of each energy level.
The local emissivity in Eq. 3.18 is defined by

hvn,

jl/ - Ar Aul¢u (325)
with n,, the number density of the molecule (or atom) in this energy level, and ¢, the line profile which
is described by a gaussian.

The absorption coefficient «,, is described by

hv

Qy = E (nlBlu’l/}V - nuBulXV) (326)

where 1, and x, are the line profiles associated with absorption and stimulated emission, but RADEX
works on the assumption that ¢, = 1, = x,, which implies full angular emission of the photons. ¢, is
given by

1
vp\/T

with vp the width, v the velocity of the gas responsible for the scattering and n the propagation
direction of the radiation. From this profile the full width at half maximum (Av) is then defined.
Working under this assumption (¢, = 1, = x,) gives the following result

¢V:

exp [— <y gV n@)2 /u%] (3.27)

Cc

nuAul
S,y =— 3.28
" B, — nuBu (3.28)
Then using Byg, = Biug and Ay /By = 2};2”3 we get
2h1/3 -1
S, = = <9“”l _ 1) (3.29)
& giny,

To be able to describe the specific intensity from the source (S, ) by the specific intensity of a blackbody
B, (Te;) at an excitation temperature Te,, the excitation temperature is defined by

u _ gle—(Eu—El)/k’Tez (3.30)
n g1

When describing regions where LTE is not applicable, statistical equilibrium (SE) is often applicable.
SE is used in RADEX, and is described by

dn.: N N
dtl =0= Zn]f)ﬂ — Ny Z -P'ij (331)
JFi JFi
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with P;; described by

Pij = Aij + BijJ, + Ciy - (j <i
Py = BijJ, +Cy (1 <j)

~—

(3.32)

with J,, the specific intensity integrated over a solid angle.

From the populations of the different energy levels one can work to calculate the observed brightness.
For this, the escape of photons from the observed gas has to be calculated, where one needs to consider
the interplay of the population in each energy level and the radiation in the gas. Solving this requires
an iterative approach, which is however simplified for RADEX because the code only considers homo-
geneous structures with a simple geometry. Because of this, the escape probability 5 of a photon can
be introduced, which is related to the optical depth 7. In a spherical geometry, the relation between 3
and 7 is given by (Osterbrock & Ferland, 2006)

1.5 2 2 2
- (1= 24 e T 3.33
b T < T2 + <7‘ + 7'2> © ) ( )
Combining the above equations in this section, we get the following expression for the opacity
03 AulN Gu
- Ju 3.34
T T 8mB 1.064AV (Il 0 m“) (3:34)

where N is the column density of the molecule or atom under study, and x, and x; the fraction of
molecules that is in the specific energy level. In RADEX, the calculation of the statistical equilibrium
is done iteratively starting from the optically thin case and gives the radiation temperature in the
Rayleigh-Jeans limit.
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Chapter 4

Dense gas formation in the Musca cloud

4.1 Low-velocity shocks as indicators for mass accretion in Musca

4.1.1 The Musca cloud

To understand how low-mass star forming filaments form, and how they interact with the ambient
cloud, the studied clouds should be free from feedback associated with the star formation process. This
is particularly important when investigating whether low-velocity shocks play a role in the dense gas
formation process, because other heating processes such as FUV radiation and protostellar outflows
make it increasingly difficult to confidently establish the heating source (Pon et al., 2016).

An interesting molecular cloud that is not yet affected by (proto)stellar feedback, is the Musca cloud
in the Chamaeleon-Musca complex, see Fig. 4.1. The Musca cloud is expected to be at an early
evolutionary stage with only one young stellar object that is located in the far north of the prominent
Musca filament (e.g. Vilas-Boas, Myers & Fuller, 1994; Kainulainen et al., 2016). This early stage of
evolution is also supported by indications that the filament is just starting to fragment in prestellar
cores (Kainulainen et al., 2016; Machaieie et al., 2017). Furthermore, the cloud has no nearby ionising
massive stars. This lack of stellar feedback makes Musca an ideal molecular cloud to study the presence
of low-velocity shocks in the ISM because there is no other evident heating mechanism in the cloud. The
prominent Musca filament also has a large aspect ratio which makes it a prototypical dense filament
without further velocity substructure (Hacar et al., 2016; Cox et al., 2016). It is thus an interesting
and relatively simple target to study the possible role of low-velocity shocks in the formation of dense
star forming filaments.

The Musca cloud is a relatively isolated part of the nearby (140-180 pc) Chamaeleon-Musca complex
(e.g. Franco, 1991; Whittet et al., 1997; Mizuno et al., 2001; Planck Collaboration et al., 2015; Liszt,
Gerin & Grenier, 2019; Zucker et al., 2019), such that it basically has no contamination in the line of
sight. Musca is one of the four prominent dense regions of the Chamaeleon-Musca complex: Chamaeleon
I (Cha I), Chamaeleon II (Cha II), Chamaeleon III (Cha III) and Musca. In this complex, Cha III
and Musca are two clouds with little or no indication of active star formation (e.g. Persi et al., 2003;
Luhman, 2008; Kainulainen et al., 2009; Belloche et al., 2011a), while Cha I and Cha II are actively
forming stars (e.g. Mattila, Liljestrom & Toriseva, 1989; Persi et al., 2003; Luhman & Muench, 2008).
The Cha I cloud was even proposed to be near the end of its star formation activity (Belloche et al.,
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Figure 4.1: The Chamaeleon-Musca complex seen at 353 GHz with the Planck telescope. The location
of the dense regions of this complex (Cha I, Cha II, Cha III, Musca and Cha East) are indicated with
their name.

2011b). In the east of Chameaeleon-Musca there is a less prominent region (Cha East) which also
contains molecular gas that is detected with CO (Mizuno et al., 2001).

4.1.2 Low-velocity shocks in molecular clouds

To investigate the presence of low-velocity shocks in the ISM (Vghoek < 4 km s71), it is generally
proposed by theoretical models to observe high-J CO lines (J,;, > 6) for a straightforward analysis (e.g.
Pon, Johnstone & Kaufman, 2012; Lehmann & Wardle, 2016). The warm and dense gas layer produced
by a low-velocity shock will increase the intensity of these higher-J CO lines. This increased intensity
of the high-J CO lines will be observed as an excess, based on the expected results from heating by the
FUV field, when comparing with the intensity of the lower-J CO lines (J < 3). Comparing the observed
intensity of several mid- and high-J lines with shock models can then help to constrain the physical
properties of the shock (Pon et al., 2016). Some low-velocity shock models also take into account an
important cooling contribution from the atomic oxygen [OI] transitions (Draine, Roberge & Dalgarno,
1983) since it is currently not clear where most of the oxygen is located in the ISM.

Often, low-velocity shocks are subdivided in J- and C-shocks. A J-shock is dissipated by a sudden
velocity and density transition (e.g. Hollenbach & McKee, 1989), while C-shocks, which are generally
modelled with shock propagation perpendicular to the magnetic field, are continuously dissipated by
ion-neutral friction (e.g. Draine, 1980). However, when considering the more general situation where
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Figure 4.2: The three supported phase velocity curves as a function of the angle between the propagation
direction and the magnetic field orientation. These curves separate the velocity space in 4 regions
indicated with the numbers 1-4. This figure was adapted from Lehmann & Wardle (2016).

the magnetic field is not necessarily perpendicular to the shock front propagation, one can differentiate
three types of shocks in the magnetised ISM. The slow, intermediate and fast type shocks (de Hoffmann
& Teller, 1950; Kennel, Blandford & Coppi, 1989; Lehmann & Wardle, 2016). This is related to the
fact that preshock gas with a velocity vgpoer in ideal MHD will experience a transition to a velocity
below one of the three supported linear wave phase velocities (fast, intermediate and slow)

2 4 .2 1/2
vf = (vA;CS + 0.5\/(11124 + ¢2)? — 4v% 2 cos? 0>

v; = vy cost (4.1)
2 2 1/2
Vs = (UA ;_CS — 0.5\/(1;124 + ¢2)? — 4v% 2 cos? 0)

with v4 = % the Alfvén speed, c; = \/kBWT the sound speed and 6 the angle between the propaga-
tion direction of the wave and the magnetic field. Figure 4.2 shows that these three supported phase
velocities separate the velocity space in 4 regions (indicated by 1, 2, 3 and 4 in the figure). This results
in 6 possible velocity transitions that allow to separate fast, intermediate and slow type shocks. When
the transition only passes the fast wave velocity (1—2) we talk of a fast shock. An intermediate shock
crosses the intermediate wave velocity (1—3, 1—4, 2—3 and 2—4), while a slow shock only crosses the
slow shock velocity (3—4). Consequently, a fast type shock needs a preshock velocity higher than the
Alfvén speed, while a slow type shock has a preshock velocity below the Alfvén speed. In the case of
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a fast shock, the heating can be controlled by ion-neutral friction leading to the formation of C-type
shocks. However, when the velocity of a fast type shock is higher than the magnetosonic sound speed
of the charged gas, the ion-neutral friction can no longer smooth the shock such that it will resemble
a J-shock. In the case of a slow type shock, the shock evolution is driven by the neutral gas pressure
such that it resembles a J-shock.

It is important to be aware of these different types of shocks, since a focus on these different shock
types with simulations of the ISM has indicated that a combination of slow and fast magnetised shocks
can play a role in the evolution of the magnetised molecular clouds (Lehmann, Federrath & Wardle,
2016; Park & Ryu, 2019; Lesaffre et al., 2020).

With the HIFI spectrometer (de Graauw et al., 2010) on the Herschel Space Telescope, some early
studies have been performed to search for mid- and high-J CO excess emission that could be associ-
ated with low-velocity shocks in the ISM. Evidence of excess emission in molecular clouds has been
found towards Perseus (Pon et al., 2014), Taurus (Larson et al., 2015), and two infrared dark clouds
(G028.37400.07 and G034.43+00.07) (Pon et al., 2015). This excess emission was interpreted as a result
of shock dissipation of generic turbulent motions. In Pon et al. (2016), the observed high-J CO lines
towards the infrared dark clouds were directly compared with predictions from low-velocity C-shock
models from Pon, Johnstone & Kaufman (2012). This suggested shocks with a high preshock density
(n ~ 10*5 cm™3), but it was noted in Pon et al. (2016) that it was difficult to exclude that this excess
is the result of protostellar feedback.

Inspecting shock models (Pon, Johnstone & Kaufman, 2012; Lehmann & Wardle, 2016) it is found
that analysing the ratio of mid-J CO lines starting at 12CO(4-3) over low-J CO lines could be sufficient
to differentiate shock excitation from heating by a FUV field. This is because of the relatively high en-
ergy of the upper level (55 K) of this line and the possibly strong heating in the ISM by very low-velocity
shocks. With current telescopes, '2CO(4-3) is most easily accessible for a pilot study that does not
require too much time to search for possible shock excitation. This is why 2CO(4-3), 12CO(3-2) and
12C0O(2-1) observations were carried out with the APEX telescope towards two locations in the Musca
cloud, complemented with [CII] (158 pum) and [OI] (63 um) observations by the SOFIA telescope. The
observation of the [CII] line is particularly important to constrain heating by the FUV field. If the
[O]] line would be detected, the observations would indicate the presence of strong heating by a shock
and a large atomic oxygen reservoir in the ISM because both [OI] lines (at 146 pum and 63 pm) are
particularly difficult to excite in molecular clouds.

4.1.3 Article: Dense gas formation in the Musca filament due to the dissipation of
a supersonic converging flow (Paper-MS)
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ABSTRACT

Observations with the Herschel Space Telescope have established that most star forming gas is organised in filaments, a finding that
is supported by numerical simulations of the supersonic interstellar medium (ISM) where dense filamentary structures are ubiquitous.
We aim to understand the formation of these dense structures by performing observations covering the >’CO(4—3), ?’CO(3—2), and
various CO(2-1) isotopologue lines of the Musca filament, using the APEX telescope. The observed CO intensities and line ratios
cannot be explained by PDR (photodissociation region) emission because of the low ambient far-UV field that is strongly constrained
by the non-detections of the [C11] line at 158 um and the [O1] line at 63 um, observed with the upGREAT receiver on SOFIA, as
well as a weak [C1] 609 um line detected with APEX. We propose that the observations are consistent with a scenario in which shock
excitation gives rise to warm and dense gas close to the highest column density regions in the Musca filament. Using shock models, we
find that the CO observations can be consistent with excitation by J-type low-velocity shocks. A qualitative comparison of the observed
CO spectra with synthetic observations of dynamic filament formation simulations shows a good agreement with the signature of a
filament accretion shock that forms a cold and dense filament from a converging flow. The Musca filament is thus found to be dense
molecular post-shock gas. Filament accretion shocks that dissipate the supersonic kinetic energy of converging flows in the ISM may

thus play a prominent role in the evolution of cold and dense filamentary structures.

Key words. ISM: individual objects: Musca — evolution — ISM: kinematics and dynamics — shock waves — turbulence —

stars: formation

1. Introduction

Observations with the Herschel Space Telescope have revealed
that filamentary structures are ubiquitous in the supersonic inter-
stellar medium (ISM; e.g. André et al. 2010; Molinari et al.
2010; Henning et al. 2010; Arzoumanian et al. 2011; Schneider
et al. 2012). However, there is an ongoing discussion regard-
ing the nature and diversity of the filaments, namely, whether
they are sheets viewed edge-on or, rather, dense gas cylin-
ders. It is also considered whether we observe a full range of
filament classes: from cross-sections of sheets to dense, star-
forming cylindrical structures. In any case, understanding the
nature, formation and evolution of filaments is essential as they
are the sites of star formation. This was demonstrated by a
number of recent studies which showed that pre- and proto-
stellar cores are mostly located in filaments (e.g. Polychroni
et al. 2013; André et al. 2014; Schisano et al. 2014; Konyves
et al. 2015; Marsh et al. 2016; Rayner et al. 2017). In numeri-
cal simulations of the ISM, filaments are omnipresent and can
form in various ways: through shocks in (magnetic) supersonic

* The reduced datacubes and images are only available at the CDS
via anonymous ftp to cdsarc.u-strasbg. fr (130.79.128.5) or via
http://cdsarc.u-strasbg.fr/viz-bin/cat/J/A+A/641/A17

turbulent colliding flows (e.g. Padoan et al. 2001; Jappsen et al.
2005; Smith et al. 2016; Federrath 2016; Clarke et al. 2017;
Inoue et al. 2018), during the global gravitational collapse of a
cloud (Gémez & Vazquez-Semadeni 2014; Vazquez-Semadeni
et al. 2019), through velocity shear in a magnetised medium
(Hennebelle 2013), or via the gravitational instability of a sheet
(Nagai et al. 1998).

However, it is challenging to find observational signatures
that reveal how a filament is formed. In the view of large-scale
colliding flows, filament formation is associated with the gener-
ation of warm gas from low-velocity shocks. An observational
signature of these shocks are anomalously bright mid- and high-
J CO lines, that is, line integrated intensities that are higher than
expected considering only heating from the far-ultraviolet (FUV)
field (e.g. Pon et al. 2012). Spectroscopic Herschel observations
of such lines towards the Perseus and Taurus clouds detected this
excess emission (Pon et al. 2014; Larson et al. 2015), where it
was proposed to be the result of low-velocity shocks (vshock <
4 km s, dissipating the overall, generic supersonic turbulence
of a molecular cloud.

In this paper, we report on the excess emission seen in mid-
J 12CO lines observed around the Musca filament and propose
that in low- to moderate density regions, exposed to a very weak
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FUV field, these lines may also serve as a tracer for low-velocity
shocks. The Musca filament is located at a distance of 140 pc
(Franco 1991). We adopt the nomenclature from Cox et al. (2016)
for the different features of the Musca filament and we indicate
them in Fig. 2 (see also Fig. 2 in Cox et al. 2016). First, there is
the high column density filament crest with N >3 x 10?! cm™2
(similar value to the one used by Cox et al. (2016) which is
N >2.7 x 10*' cm~2). In addition, C'®0(2-1) emission basically
disappears below this column density value. Attached to the fila-
ment crest are intermediate column density (N ~2 x 10?! cm™2)
hair-like structures called strands, with a size of ~0.2-0.4 pc.
Even further outwards at larger distances, narrow straight struc-
tures of up to a few parsec lengths, called striations (Goldsmith
et al. 2008; Palmeirim et al. 2013; Alves de Oliveira et al. 2014;
Heyer et al. 2016; Cox et al. 2016; Malinen et al. 2016) are seen.
They are mostly orthogonal to the crest and located in the ambi-
ent cloud. The ambient cloud then refers to the environmental
gas, traced by the extinction map in Fig. 1, embedding the denser
Musca filament crest and strands. The filament crest is velocity-
coherent (Hacar et al. 2016) and has only one young stellar object
(YSO) located at the northern end (e.g. Vilas-Boas et al. 1994,
Fig. 1). It was recently proposed that Musca is a sheet seen edge-
on (Tritsis & Tassis 2018). However, one of the main results of
a companion paper (Bonne et al., in prep., hereafter Paper I), is
that the Musca filament crest is more consistent with a cylin-
drical geometry at a density of ny, ~ 10* cm™. Because other
authors (Cox et al. 2016; Kainulainen et al. 2016; Hacar et al.
2016) also support this cylindrical geometry, we adopt this view
as a working hypothesis.

In Paper I, the large scale kinematics and physical condi-
tions in the Musca filament and cloud are studied with the main
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Fig. 2. Zoom (red box in Fig. 1) into the Herschel 250 ym map of
Musca, indicating the striations, strands and the filament crest (Cox et al.
2016).

CO(2-1) isotopologues, as well as the relation between Musca
and the Chamaeleon-Musca complex. In this paper, we present
12CO(4-3) and '>CO(3-2) lines and argue for the presence of
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a blueshifted excess velocity component best visible towards the
filament crest and strands. A detailed analysis of this 'blueshifted
component’ is the objective of this paper.

Here, we present a non-LTE CO excitation analysis of the
blueshifted component, as well as complementary observations
of the far-infrared fine structure transitions of carbon ([C1]), oxy-
gen ([O1]) and ionised carbon ([C 1]), which reveals a warm gas
component around the filament. We show that the excitation of
this warm gas can be explained by a filament accretion shock,
that is, a low-velocity shock due to mass accretion on a filament
from a converging flow in an interstellar cloud.

2. Observations
2.1. APEX

We used the FLASH460 receiver on the APEX telescope
(Giisten et al. 2006; Klein et al. 2014), and obtained a single
pointing in [C1] 3P;-3Py at 609 um towards the Musca fila-
ment at aypp0 = 12P28™55% and 2000 = —71°16’55”, using the
OFF pOSitiOH @000 = 12h41m38s and 02000 = =71°11700” (Hacar
et al. 2016). The beamsize is 13" and the spectral resolution is
~0.05 km s~!. The data reduction was done with the CLASS
software'. A main beam efficiency? 7, = 0.49 was applied for
[C1], a baseline of order one was removed, and a correction for
a 490 kHz shift in the FLASH460 instrument was performed
(see Paper I, F. Wyrowski, priv. comm.). Fitting the [C1] single
pointing (Fig. 3) with a Gaussian profile provides a peak tem-
perature brightness Ty = 3.5 K and FWHM = 0.8 km s™! (or
34x107 erg s~ cm™2 sr7!).

The CO observations with APEX are presented in more
detail in Paper I, but here we shortly summarise the most
important facts. All data was obtained in 2017 and 2018, using
FLASH345 and FLASH460 for the '2CO(3-2) and '2CO(4-3)
mapping of the northern and southern regions (Fig. 1). The
FLASH345 (FLASH460) observations have a spectral resolution
of 0.033 (0.05) km s~! and an angular resolution of 18" (14”).
Main beam efficiencies of 7y, =0.65 (0.49) were applied to the
antenna temperatures. We here use data sampled to 0.1 km s~!
and smoothed to a resolution of 28”. This allows a better compar-
ison to the CO(2-1) APEX data which were taken with the PI230
receiver. The spectral resolution for CO(2-1) is 0.08 km s~! at
an angular resolution of 28”. Here, we applied a main beam effi-
ciency of 7y, =0.68. The center (0,0) position of the maps is
2000 = 12h28m588, 62()()() = —71°16’55” for the northern map
and @00 = 12224™46°, 85000 = —71°47°20” for the southern
map.

2.2. SOFIA

In June 2018, the upGREAT instrument (Risacher et al. 2018)
on the Stratopsheric Observatory for Far-Infrared Astronomy
(SOFIA) was used for a 70 min single pointing of the 7 pixel
array covering the atomic oxygen [O1] *P,-3P; fine structure line
at 63 um and the ionised carbon [Cu] 2P3,-?Py, fine struc-
ture line at 158 yum towards the southern APEX map at 00 =
12124m4156, 52900 = —71°46'41”70. These observations were per-
formed in the single beam switching mode with a chop amplitude
of 150" towards a location with weak or no emission in all
Herschel far-infrared bands (70-500 pum). This was done to
obtain a good baseline for such sensitive observations. Mars was

! http://www.iram. fr/IRAMFR/GILDAS
2 http://www.apex-telescope.org/telescope/efficiency/
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Fig. 3. Top: APEX CO and [C1] spectra in the northern map, averaged
over the filament crest (N > 3 x 10*'cm™2). Bottom: APEX CO spec-
tra averaged over the southern map and the 7-pixel averaged SOFIA
[C] and [OT1] lines that are not detected above the 30 level. We note
the prominent blueshifted velocity component around 2.8 km s~ in the
north and at 2.5 km s~! in the south, only visible in the '>CO lines.

used as a calibrator to determine the main beam efficiencies of
the individual pixels. The fitted water vapor column was typ-
ically around 10 um. All the intensities reported here are on
the main beam temperature scale. The [O1] and [C11] observa-
tions have a main beam size of 6.3” and 14.1”, respectively,
and both data sets were smoothed to a spectral resolution of
0.3kms™".

There is no detection of the [Cu] and [O1] lines
(Appendix A) in the individual pixels (Fig. A.1) or in the array-
averaged spectra (Fig. 3). The 30 upper limits for the two lines
are 0.11 and 0.19 K, equivalent to 7.5x 1077 erg s~ cm™2 sr™!
and 2.1 x 1073 erg s™' cm™2 sr~! when assuming a FWHM of
1 km s7!, for [Cu] and [O1], respectively.

3. Results and analysis
3.1. The ambient FUYV field from a census of nearby stars

We estimated the FUV field upper limit in Musca using a census
of nearby ionising stars (e.g. Schneider et al. 2016). For that,
we employed the SIMBAD? database (Wenger et al. 2000) and

3 http://simbad.u-strasbg.fr/simbad/sim-fsam
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imposed a search for B3 and earlier type stars within a radius
of 40° (100 pc), centered on the Musca filament, and a maximal
distance of 250 pc. This provided a census of 59 ionising stars
including two dominant O9-type stars. Knowing the spectral
type of these ionising stars, we estimated the contribution of the
FUV emission using model atmospheres* of Kurucz (1979) with
solar abundances (Grevesse & Sauval 1998) and log(g) ~4.0 (g
is the surface gravity). The temperature of the different spectral
types was obtained from Fitzpatrick & Massa (2005) and Pecaut
& Mamajek (2013). The distance information and the location
on the sky of both Musca and the stars then allows to calculate
their relative distances. We assumed a r~2 decrease of the flux
and projected all stars in the plane of the sky, and obtained in
this way an ambient FUV field of 3.4 G, (Habing 1968) for the
Musca cloud as an upper limit. The real field is lower because
we did not take into account any extinction, that is, attenuation
by diffuse gas and blocking by molecular clumps.

3.2. Limits on FUV heating from Cl & CllI

As a second method to constrain the ambient FUV field, we
used the SOFIA [C 1] upper limit and the APEX [C 1] brightness
observed in Musca. [C 1] is an excellent tracer of the FUV field
at low densities as it is a direct result of the ionising radiation
(e.g. Tielens & Hollenbach 1985) and its non-detection points
towards a low value for the ambient FUV field. [C1] is not a direct
product of FUV ionisation, but PDR models demonstrate that its
brightness is also sensitive to the FUV field (e.g. Hollenbach
& Tielens 1997; Rollig et al. 2007). In this section, we com-
pare the observed line brightness with predictions from PDR
models using the 2006 models of the PDR toolbox® (Kaufman
et al. 2006; Pound & Wolfire 2008). These plots are expressed
in molecular hydrogen density ny,, where we assume that all
hydrogen atoms are locked in molecular hydrogen.

The [C 1] upper limit restricts the FUV field to values <1Gy
for densities ny, < 10* cm™3. This is consistent with the intensity
of the [C1] line which is so weak that it is below the minimum
value in the PDR toolbox. Even with a beam filling value of 30%
for [C1], which would be low around the Musca filament, the
FUYV field remains below 1 Gy for typical densities of the Musca
ambient cloud. Using the Meudon PDR code® (Le Petit et al.
2006; Le Bourlot et al. 2012; Bron et al. 2014) for the same lines,
confirms that the upper limit on the [C 1] intensity can only be
the result of a FUV field strength <1 Gy. With these observa-
tional upper limits for the ambient FUV field, the Kaufman et al.
(2006) PDR models restrict the maximal surface temperature of
the cloud to 25 K. This temperature upper limit for gas embedded
in such a weak FUV field is also found in other theoretical mod-
els where heating by the FUV field is taken into account (e.g.
Godard et al. 2019), and consistent with the maximal CO tem-
perature in numerical simulations of molecular clouds evolving
ina FUYV field < 1.7 Gy (Glover & Smith 2016; Clark et al. 2019).

3.3. CO spectra in Musca
3.3.1. Three CO velocity components

Figure 3 shows spectra averaged across the northern (top panel)

and southern (bottom panel) filament for Herschel column den-

sities N >3 x 102! cm™2.

4 http://www.oact.inaf.it/castelli/castelli/grids.html
5 http://dustem.astro.umd.edu/
% http://ismdb.obspm.fr/
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The spectra of the CO isotopologues unveil three velocity
components that show small velocity variations in the north
and south. First, there is a single component in C'80(2-1) at
3.5 km s~! (north) and 3.1 km s~! (south) that traces the Musca
filament crest (Hacar et al. 2016). In 3CO(2-1) one observes
a blueshifted shoulder to the velocity component of the fila-
ment crest, which is a velocity component related to the strands,
namely, the dense interface region between the filament crest and
the ambient cloud. It has a typical velocity of 3.1 km s™! in the
north and 2.7 km s~! in the south and is not detected in C'80 with
current data. In '>CO a third velocity component is observed,
without any clearly detected counterpart in 3CO or C'30, which
is further blueshifted so that we call it the “blueshifted com-
ponent”. The brightness peak of the blueshifted component in
the northern map occurs at 2.8 km s~! and in the southern map
at 2.5 km s~!. This blueshifted component is the focus of this
paper.

The individual '2CO(4-3) spectra in the northern map are
presented in Fig. 4, overlaid on the Herschel column density and
temperature map in the top panels and together with individual
spectra in other CO isotopologues at selected positions in the
bottom panel. Inspecting the '>CO(3-2) and '>CO(4-3) spectra,
we find that these lines are clearly detected towards the lower
column density regions and that this blueshifted component is
present over the entire map, see Fig. 4.

Because our assumption is that the Musca filament is cylin-
drical, the observed CO emission in direction of the crest and
strands also contains gas from the ambient cloud along the line-
of-sight. In particular, the '>2CO(2-1) blueshifted line can have
a more significant component arising from this gas phase. We
can thus not fully exclude effects of high optical depth and self-
absorption, so we run tests using a two-layer gas model for
the CO(2-1) isotopologue lines in order to calculate a possi-
ble impact of foreground absorption and present the results in
Appendix B. For that, we assumed only 2 CO line components,
i.e. the crest component and a shoulder+blueshifted one that it
self-absorbed and only apparently shows separate components.
However, the result of this modelling is that it is not possible to
reproduce the observed CO line profiles with only two compo-
nents, so that we are confident in our approach to use 3 separate
lines. The best fitting model for the blueshifted component of
all CO lines in the northern and southern map is the one with
the parameters given in Table 1. We note from the Table that the
fitted '2CO(2—1) linewidth of the blueshifted component in the
south is higher than the linewidth obtained for '>CO(3-2) and
12CO(4-3), which have a similar width. It is thus possible that
there, the low-J '2CO(2-1) line traces more material along the
line-of-sight from the ambient cloud. Inspecting the spectra, see
Fig. 3, confirms that '>CO(3-2) and '>CO(4-3) only show up at
higher velocities and have a smaller linewidth. This difference,
and the irregular '>2CO(2-1) shape in the southern map, suggests
that 12CO(2-1) traces the ambient cloud down to lower veloc-
ities than the detected '>CO(4-3) and (3-2) emission. We also
determined from the averaged '2CO(2-1) and '3CO(2-1) spectra
that the >CO(2-1)/'3CO(2-1) line ratio in the blueshifted com-
ponent in the northern and southern map are between 15 and 60,
which are expected values for optically thin emission. Note that
fractionation (see Appendix B) can cause observed values for
the '2CO/!3CO ratio significantly below 60. This is in agreement
with early indications for Musca of significant CO isotopologue
abundace variations (Hacar et al. 2016) which we further confirm
in Paper L.
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Fig. 4. Top: '>CO(4-3) spectra overlaid on the Herschel dust temperature map. The (0,0) position of the map is @ = 12"28™58°, 2000 =
~71°16'55" Middle: '>CO(4-3) spectra overlaid on the northern Herschel column density map. The white contours indicate Musca filament crest
(N > 3% 10%' cm™2). The black squares indicate the locations of the spectra displayed below. Below: zoom into spectra at selected positions in the

map. This shows that there is 2CO(4-3) and '>CO(3-2) emission at the velocity of the blueshifted component over the full map.

3.3.2. Density for the blueshifted component

From the sections before, we learned that the blueshifted compo-
nent is an individual feature towards the crest and strand regions,
and that the '2CO(2-1) line has contributions from the ambi-
ent cloud along the line-of-sight. Here, we estimate the typical
density and upper limit for this ambient cloud close to the fila-
ment. For that we use the density of the fitted Plummer profile at
the outer radius of the filament. With the values from Cox et al.
(2016), correcting for a distance of 140 pc for the Musca fila-
ment, this gives ny, = 4.0x 10?> cm~> at r = 0.2 pc. An approach

to estimate the density upper limit is to combine the maximal
column density associated with the ambient cloud, which is
N ~10*' em™2 (Cox et al. 2016), with the minimal possible size
of the ambient cloud. As it is unlikely that the ambient cloud has
a smaller size along the line of sight than the filament, this gives
a minimal size of 0.4 pc. Using a minimal size of 0.4 pc along
the line of sight gives an upper limit of ny, = 8 X 10> cm™ for
the ambient cloud.

The [C1] emission at the velocity of the blueshifted compo-
nent in Fig. 3 is weak, ~1-1.5 K, but it is difficult to constrain
this because of the noise. This indicates that [C1] can trace the

Al7, page 5 of 16



A&A 641, A17 (2020)

Table 1. Linewidth, integrated brightness and velocity for the average
12CO blueshifted component in the northern and southern map after
fitting 3 gaussians to the spectrum.

line FWHM (km s™") dev (Kkms™) vpe (kms™)

North

2Co@2-1) 0.35 2.0 2.7

2C0O(3-2) 0.31 0.98 2.8

12C04-3) 0.42 0.73 2.9
South

2Cco@2-1) 0.71 4.6 2.5

12C0(3-2) 0.35 1.7 2.5

2C0(4-3) 0.33 0.63 2.5

ambient cloud down to at least ng, ~4 x 10> cm™ in a weak

FUV-field. More extensive [C1] observations will be required to
better understand the physical conditions traced by [C1] in the
ISM. This is particularly important for comparison with sim-
ulations since the physical conditions traced by [Ci1] remain
uncertain in simulations (e.g. Glover et al. 2015; Franeck et al.
2018; Clark et al. 2019).

3.4. 2C0O(4-3) excess emission in the blueshifted velocity
component

The '2CO(3-2) and '>CO(4-3) transitions have relatively high
excitation temperatures (33 and 55 K respectively; Miiller et al.
2005). This allows us to investigate the presence of warm gas
in the Musca cloud. We focus on the blueshifted component for
which '2CO(4-3) is observed over the full map. This could be an
indication of quite uniform heating by e.g. a FUV field, though
there are indications of spatial variations in the data. However,
because of the noise in the spatially resolved map, we will not
focus on these possible spatial variations in this paper. To fur-
ther investigate the heating that leads to the '>CO(4—3) emission,
we study the '2CO(4-3)/'2CO(2-1) and '2CO(4-3)/'2CO(3-2)
brightness temperature ratios. In the previous section, we noted
that it is important to take care comparing the integrated
brightness of '2CO(2-1) with '2CO(3-2) and '2CO(4-3) in the
blueshifted component because of their difference in linewidth.
Furthermore, the noise in the '?CO(3-2) and '>?CO(4-3) spectra
makes it impossible to confidently fit a spectrum for every pixel
in the map, even when spatially smoothing the data. Because
of this, we will approach this section by focusing on the peak
brightness temperatures.

The peak brightness of the blueshifted component occurs
near 2.8 km s”! in the northern map and near 2.5 km s~
in the southern map. At these velocities, we determined the
brightness temperature ratios for every pixel in the maps. In
Fig. 5, the distribution of the '2CO(4-3)/">CO(2-1) and >’CO(4—
3)/'2CO(3-2) peak brightness ratios for the northern map are
displayed. We determined the average and median values for the
various ratios in both maps which are summarized in Table 2.
Overall, there is no large difference between average and median
values. For the 2CO(4-3)/'2CO(2-1) and '2CO(4-3)/"*CO(3-
2) ratio in the northern map, we obtain a median value of 0.38
and 0.61 at 2.8 km s~!, respectively. In the southern map, the
noise of both the '>?CO(4-3) and '2CO(3-2) transition is higher
as it was observed under poorer weather conditions. The median
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Fig. 5. Histograms of the '2CO(4-3)/'>CO(2-1) (blue) and '*CO(4—
3)/"2CO(3-2) (green) main beam brightness ratio for the pixels in the
northern map with a '>?CO(4-3) rms < 0.2 K. The dashed blue line
indicates the average '>CO(4-3)/'>2CO(2-1) ratio for all pixels, and the
dashed green line indicates the average '>?CO(4-3)/'2CO(3-2) ratio.

Table 2. Mean and median main beam brightness ratios for '2CO(4—
3)/'2CO(2-1) and '>CO(4-3)/">CO(3-2) in the blueshifted component
for the northern and southern map.

12C04-3)/'2CO(2-1) 12CO(3-2)/12CO(2-1)

Mean Median Mean Median
north 2.8 kms™1)0.38 £ 0.06 0.38 0.62+0.09 0.61
south 2.5kms™1)0.39+0.13 038 0.55+0.19 0.53

12CO(4-3)/"2CO(2-1) ratio is 0.38 at 2.5 km s~! and the respec-
tive value for the 2CO(4-3)/">CO(3-2) ratio is 0.53.

3.4.1. Modeling with the PDR Toolbox

We compared the observed '2CO(4-3)/'>2CO(2-1) and '>CO(4—
3)/'2CO(3-2) brightness temperature ratios in the blueshifted
component with predictions using the PDR toolbox in the
allowed density range of the ambient cloud in Musca, see
Sect. 3.3.2. Figure 6 shows that for a FUV field strength
<1 Gy, the predicted '>CO(4-3)/'>CO(2-1) brightness temper-
ature ratio is smaller than 0.05, which is more than a factor
5 lower than observed in Musca. The same is found for the
12C0O(4-3)/'2CO(3-2) brightness temperature ratio, with pre-
dicted ratios of ~0.1, which is again more than a factor 5 lower
than observed. It is thus impossible to obtain the observed ratios
for the densities and FUV field strength in the ambient Musca
cloud that are allowed by [Cu], [C1], [O1], and the calculated
upper limit from the nearby census of OB stars. This strongly
suggests that the '2CO(4-3) emission in the low-column density
blueshifted component cannot be explained as a result of FUV
heating.

3.4.2. Modeling with RADEX

We further investigate whether the '>CO(4—3)/'>CO(2-1) and
12CO(4-3)/">CO(3-2) brightness temperature ratios in the
blueshifted component can be reproduced with the non-LTE
RADEX code (van der Tak et al. 2007). We use a non-LTE



L. Bonne et al.: Dense gas formation in the Musca filament due to the dissipation of a supersonic converging flow

T
0.6 ——- My, =4102cm™3

—— observed T=coja-3)/T=copz-1)

| — observed Tecoz-3/Tecois-2)

e
wn

—— upper limit FUV field
Tzcoia - 3/ Tcop —1) PDR Toolbox

(=]
S
L

T=:copa - 3/ TcoE - 2) PDR Toolbox

e ——

brightness temperature ratio
© =]
N w

-----
-

o
—
|

v
\

-
_____

0.0

T T T T T T
10° 10* 10% 10° 10* 10° 108
FUV field (Go)

Fig. 6. Observed '2CO(4-3)/'2CO(2-1) and '>CO(4-3)/"2CO(3-2)
ratios compared with predictions by the PDR Toolbox. The shaded
areas, constructed by logarithmic interpolation between the points in
the PDR Toolbox density grid, show the evolution of the '2CO(4—
3)/"2CO(2-1) and '>CO(4-3)/">CO(3-2) brightness temperature ratio as
a function of the FUV field in the allowed density range of the Musca
cloud. At a typical density ng, = 4x 10> cm™ of the ambient cloud
(dashed line) for the allowed FUV field strength (<1 Gy), the predicted
line ratios are only a fraction of the observed ones in the blueshifted
component.

approach because the high critical density (ny, > 5% 10* cm™)
of 2CO(3-2) and '>CO(4-3) implies that these lines are sub-
thermally excited. For RADEX analysis we use a FWHM of
0.4 km s7!, temperatures between 15 and 25 K, and represen-
tative densities for the ambient cloud: ny, =3 X 102, 5x 102,
7.5x 10% and 1.5 x 103 cm™3.

For each RADEX model, we also need an upper limit on the
12CO column density of the blueshifted component. This can be
done by calculating with RADEX the '3CO column density from
the 13CO(2-1) brightness (~0.6 K, see Fig. 3) for every density
and temperature. In a weak FUV field the ['>CO]/['3*CO] abun-
dance ratio is <60 (Visser et al. 2009; Rollig & Ossenkopf 2013),
which puts an upper limit on the '>?CO column density and opac-
ity. For further analysis, we use RADEX models with a predicted
12CO(2-1) brightness up to 50% brighter than observed towards
Musca to take into account some uncertainties such as possi-
ble opacity broadening of '>2CO(2-1) compared to '?CO(4-3), a
non unity beam filling or different line calibration (uncertainty
in 77mb)~

Studying the '2CO(4-3)/'2CO(2-1) and 2CO(4-3)/2CO(3-
2) brightness temperature ratios within these limits, we find that
the ratio increases with increasing density, column density or
temperature, see Fig. 7. However, no model is capable to repro-
duce more than 40% of the observed '2CO(4-3)/">CO(2-1) and
12C0O(4-3)/"2CO(3-2) ratios towards the Musca ambient cloud,
see Fig. 7 for the 2CO(4-3)/'2CO(2-1) ratio.

Taking higher densities for the ambient cloud than put for-
ward in Sect. 3.3.2, does not offer a solution for bringing
calculations in agreement with observations. Though this can
increase the predicted ratio for a fixed temperature and '>CO
column density, this also strongly increases the line brightness
temperature. Consequently, one either has to reduce the temper-
ature or '2CO column density to keep line brightnesses that are
not too far off from the observed values. This effort again forces
brightness temperature ratios to values found in Fig. 7.

From both approaches, it thus appears impossible to
reproduce the observed '2CO(4-3)/'>CO(2-1) and >CO(4-3)/
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Fig. 7. '2CO(4-3)/"2CO(2-1) brightness temperature ratios predicted
with RADEX for the plausible range of physical conditions in the ambi-
ent cloud of the Musca filament. The lines connect the RADEX models
with identical density and temperature for varying '>?CO column densi-
ties. The predicted ratios with RADEX show a huge discrepancy with
the observed '2CO(4-3)/">CO(2-1) ratio towards the Musca cloud (indi-
cated by the dashed line). The standard deviation of the observed values
from the average is indicated by the grey area. The same is observed for
the '2CO(4-3)/">CO(3-2) brightness temperature ratio.

12CO(3-2) brightness temperature ratios assuming that there is
only collisional and radiative heating.

3.5. A warm and dense gas component
3.5.1. The CO line ratio with RADEX

In order to increase the '2CO(4-3)/'>CO(2-1) and '>CO(4—
3)/'2CO(3-2) brightness temperature ratio while keeping the
brightness of both lines low enough, one needs to consider
a small layer embedded in the diffuse gas that can increase
the '2CO(4-3) brightness without significantly increasing the
2CO(2-1) and '*CO(3-2) emission. Based on the '2CO(4-3)
excitation conditions, the layer should contain warm gas
(>50 K). In fact, this “layer” can be clumpy, that is, pockets of
warm gas that are embedded in more tenuous interclump gas.
However, modelling such a scenario is not possible with RADEX
and out of the scope of this paper. Our objective here is to show
the existence of a warm gas component. We thus investigated
with RADEX the impact of a warm gas layer by running models
with a FWHM of 0.4 km s~! as an overall average, and tem-
peratures between 10 and 150 K at different densities. Note that
a temperature of 150 K would result in a thermal FWHM of
0.5 km s~!. This is higher than the observed typical FWHM of
0.4 km s~!, but we anticipate that there is also uncertainty on the
FWHM so that we work with a kinetic temperature upper limit
of 150 K. We additionally restrain ourself to models that manage
to reproduce the observed '2CO(4-3) brightness temperature in
Musca’. Figures 8 and 9 show the results for different densi-
ties. Both the '2CO(4-3)/'>CO(2-1) and '2CO(4-3)/'*CO(3-2)
ratios indicate that a temperature >50 K as well as relatively high

7 Using brightness temperatures for modelling is less convenient
because of the unknown beam filling factors of CO emission which
are eliminated to first order using line ratios. We nevertheless use the
12CO(4-3) line as an additional — though weak — indicator for the best
fitting model.

Al7, page 7 of 16



A&A 641, A17 (2020)

ny, = 10° cm™?
JE— = 3-103 -3
08 4 ny, = 3103 cm
— ny. =5103ecm3
;IT — ny, =710 cm™?
o 0.6
Q
Y
=S
m
| 0.4
<
8
)
0.2
0.0 4
: : r T r T T
20 40 60 80 100 120 140
Te (K)

Fig. 8. Predicted brightness temperature ratio of >?CO(4-3)/"2CO(2-1)
by RADEX as a function of temperature for different densities. This
demonstrates the need for a warm and dense CO layer to at least
reach the observed brightness ratios in the blueshifted component. For
each density we plot the ratio for a column density such that the pre-
dicted brightness of '2CO(4-3) by RADEX is roughly similar to the
observed brightness towards Musca (T, = 1.5-3 K) at the temperatures
that obtain sufficiently high brightness ratios. The lowest three densities
(ny, = 103, 3% 10° and 5 x 10° cm™>) use Nigg = 11X 10" cm™2, and
ny, = 7x10° cm™ uses Nizgp = 9% 10" cm™2. The black horizontal
line indicates the average observed ratio towards Musca, and the grey
area indicates the standard deviation.
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Fig. 9. Predicted brightness temperature ratio of '>?CO(4-3)/'2CO(3-2)
by RADEX for the same models that are presented in Fig. 8. It confirms
the need for high temperatures (>50 K) and densities (5-7 x 103 cm™3)
to reach the observed excitation of '>?CO(4-3). The black horizontal line

indicates the average observed ratio towards Musca, and the grey area
indicates the standard deviation.

densities are required to reach the observed ratios. The '>?CO(4—
3)/'2CO(3-2) ratio, in particular, points to high densities and
temperature, see Fig. 9, in order to reach the observed ratios.
Though the RADEX analysis demonstrates the need for
warm and dense gas to obtain the observed '2CO(4-3) bright-
ness in the blueshifted component, we can not narrow down
more precisely the temperature and density range because there
are no higher-J CO observations at the moment. This warm and
dense gas exactly fits with the predictions for gas heated by
low-velocity shocks (Pon et al. 2012; Lesaffre et al. 2013), and
so-called slow-type (with regard to their phase velocity) magne-
tised shocks with 5 = 1-3 km s™! can easily reach temperatures
as high as 100 K (Lehmann & Wardle 2016). These slow-type
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Table 3. Predicted [C1] brightness temperatures (4), calculated with
RADEX for various temperatures (1) and densities (2) for the
blueshifted velocity component.

T (K) ny, (cm™) Nep(em™) Ty (K)

(D ) 3) 4
Ambient cloud

20 5% 102 1016 1.0

20 7.5 % 10? 1016 1.2
Warm gas layer

60 7% 103 9x 10 0.16

90 7% 103 9x 10 0.15

Notes. This indicates a [C1] column density (3) of ~10'® cm™ for the
ambient cloud, while the contribution from the warm gas layer to the
observed [C 1] emission is negligible.

shock models predict a physical size of the warm gas layer
around 10" cm, which fits with the estimated physical sizes for
the RADEX models. The estimated size, that is the layer thick-
ness, of the models that manage to reach the observed brightness
temperature ratios in Figs. 8 and 9 are 1.3x 10" cm and
2.2 x 10'5 c¢m, respectively at ng, = 7 x 10> cm™ (with Nizgg =
9x 10" cm™2) and 5 x 10° cm™ (with Nizgo = 1.1 X 10" cm™2).
To calculate the physical size of the RADEX models an abun-
dance of [H,]/["*CO] = 10* was used, which is a typical value
for weakly irradiated molecular gas.

Lastly, we note that this warm gas is observed in both maps
and thus likely universally present around the Musca filament.

3.5.2. Cl column density in the blueshifted component

We noted in Fig. 3 the presence of [Ci1] emission in the
blueshifted component with a brightness temperature of the
order of 1-1.5 K. From this weak [C 1] emission we here estimate
the [C1] column density. We use a FWHM= 0.4 km s~!, a tem-
perature of 20 K, and typical densities ny, = 5-7.5 x 10> cm™>
for the ambient Musca cloud with RADEX. This points to
Ncr ~ 10 em™2, see Table 3. Comparing this with the same
models for '2CO emission from the ambient cloud in Sect. 3.4,
we find that at least 20% and possibly up to 50% of carbon is
still found in its atomic form.

On the other hand, it is observed from Table 3 that the
warm and dense gas layer, necessary to explain the bright
12CO(4-3) emission, provides a negligible contribution to the
[C1] emission.

We thus emphasise again that the blueshifted component has
two contributions:

— the ambient cloud which gives rise to [C1] and low-J CO
emission;

—a warm gas layer (or pockets of warm gas) with little [C1]
emission that is responsible for the bright CO(4-3) line.

3.6. Shock models

For an in-depth comparison with shock models, it would be
preferable to have additional observations of mid-to high-J
(Jup > 4) CO lines (e.g. Pon et al. 2012; Lehmann & Wardle
2016) since '>CO(2-1), and possibly some '2CO(3-2), emis-
sion in the blueshifted component also comes from non-shocked
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Fig. 10. '2CO(4-3)/'>CO(2-1) integrated brightness ratio (black) for
J-type shock models from the Paris-Durham code. The ratio at a shock
velocity of 4 km s is higher than observed in Musca. This is expected
because the ratio decreases towards lower velocities and the '2CO(2—
1) emission in Musca also comes from non shocked gas, such that the
observed ratio is a lower limit for the shock models. In red, we show the
integrated brightness of '?CO(4-3) for the same shock models, together
with the '2CO(4-3) integrated brightness interval of the blueshifted
component in Musca. The observed values in Musca show a relatively
good agreement with the predicted '>CO(4-3) integrated brightness for
a pre-shock density of ny,, ~ 5% 10% cm™>.

gas (as it is found in synthetic observations of simulations; see
Fig. 13).

Because observational studies so far focussed on the higher-J
CO lines observed with Herschel (Pon et al. 2014; Larson et al.
2015), it is not well investigated to which extent mid-J CO lines,
in particular the '>CO(4-3) transition, contribute as a cooling
line for shocks. We thus compared our observations to results
of the Paris-Durham shock code (Flower & Pineau des Foréts
2003; Lesaffre et al. 2013; Godard et al. 2019) that are available
for both non-irradiated C- and J-type shocks.

Looking into computed model grids, we find that non-
irradiated C-type shocks with a pre-shock density ng,, ~
5% 10?> cm™ do not manage to reproduce the observations.
Both the integrated intensity of '2CO(4-3) and the predicted
ratios are below the observed values in Musca. However, J-type
shocks, which are good first order models for slow-type shocks
(Lehmann & Wardle 2016), with a pre-shock density ny,, ~
5x 10> cm™ fit with the '2CO observations, see Fig. 10. The
predictions by these models for the [C 1], [O1], and [C1] bright-
nesses are also in agreement with the observations of Musca
(see Appendix A). J-type shocks as a proxy for slow-type
low-velocity shocks are justified since the dynamics of these
slow-type shocks are driven by the gas pressure. Note that we
used published shock models from the Paris-Durham code for
this first comparison which have shock velocities of 4 km s~!
and higher, while in Musca the shock velocity can be lower.
A comparison with shock models at lower velocities is work in
progress, and will be addressed in a forthcoming paper.

The nondimensional parameter b = (B/1uG)/ Vncm=3 =0.1
in the shock models, with B the component of the magnetic field
that is perpendicular to the direction of shock propogation, is
used to model J-type shocks, and b = 1 is used to model C-type
shocks (Lesaffre et al. 2013).

To perform a first estimate of the shock velocity, we have to
take into account that there is an orientation angle for the shock
propagation with respect to the plane of the sky (POS). We will

assume shock propagation along the magnetic field. In this sce-
nario, one can estimate the true shock velocity when the angle
between the magnetic field and the POS is known, using

Ushock = Vlos/ SIn(y), (D

where vy is the angle between the magnetic field and the POS,
and vjes is the observed shock velocity along the line of sight for
which we take 0.4 km s~!. In Planck Collaboration Int. XXXIII
(2016), a value around 25° is put forward for the angle between
the magnetic field and the POS. This results in a shock velocity
around 0.9 km s~!. This fits nicely with the proposed presence
of slow-type low-velocity shocks, which need to have velocities
between the sound speed (c¢;) and vacos(6). With va the alfvén
speed and 6 the angle between the magnetic field and the prop-
agation direction of the shock (Lehmann & Wardle 2016). The
expected alfvén speed towards the ambient cloud in Musca is
of the order of 2.2 km s~!, assuming a 33uG magnetic field
strength at ny, ~4 X 102 cm™3 (Crutcher 2012). We thus find
that the estimated shock velocity fits with the conditions that
allow a slow-type shock. An angle <10° between the magnetic
field and the plane of the sky is required for a shock velocity
>22km sl

Summarising, the CO brightness temperature ratios that we
observe in Musca are consistent with the predictions from low-
velocity shock models (e.g. Pon et al. 2012; Lehmann & Wardle
2016). Low- to mid-J CO lines may thus indeed be used to detect
low-velocity shocks but more observational studies are required
to better understand the quantitative contribution from shock
excitation.

Since SiO transitions can be used as a tracer of certain shocks
(e.g. Schilke et al. 1997; Gusdorf et al. 2008a,b), it is worth
noting the SiO(5—4) line was not detected towards the Musca fil-
ament. With RADEX this allows to put a 30~ upper limit on the
SiO column density of ~10'" cm™2 at the filament crest, assum-
ing ny, = 10* cm=>. This implies that less than 0.06% of Si is in
the form of SiO at the Musca filament crest (see Appendix C for
more information). Taking that all the gas-phase silicon is found
in the form of SiO at the crest (Louvet et al. 2016), suggests that
all Si is locked in the grains of the Musca cloud at an early stage
of evolution. To explain the presence of SiO in the gas phase, as
is found in regions like W43 (Louvet et al. 2016), implies that
there is the need for an important dynamical or radiative history
in such clouds to release Si from the grains in the gas phase.

4. A filament accretion shock signature in
simulations

From the analysis of the observations, we found the presence
a of warm gas layer around the dense gas (filament crest and
strands) in the Musca cloud. These findings are here compared
with synthetic observations from a converging flow simulation
of filament formation (Clarke et al. 2018). We emphasize that
this is a qualitative comparison to investigate the role of low-
velocity shocks in filament formation, because the simulation
was set up for simulating slightly denser features such as the fil-
aments in Taurus. Nevertheless, we find in the simulations some
generic features related to filament accretion that are observed
in Musca. In these simulations a radially convergent flow forms
dense filaments with ny, 2 10* cm™3, see Figs. 11 and 13. The
filamentary structure, that continuously accretes mass from this
converging flow, has a size of 3—4 pc. Turbulence in the flow
leads to structure formation in the converging flow, causing inho-
mogeneities in the accretion and subsequent substructure in the
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Fig. 11. Bottom: C'*O(2-1) integrated intensity map of the simulation (Clarke et al. 2018), with the black square indicating the region that is studied
in this figure. The red box indicates the region displayed in Fig. 12. Left: '>CO(4-3) and C'®O(2-1) spectra extracted from the square which show
a blueshifted '>?CO(4-3) component (blue) in addition to the component related to the bulk emission of the filament crest (red). The two velocity
intervals used for the plot on the right are indicated in blue and red. Right: physical location along the line of sight of the gas in the velocity
intervals, showing that the larger blueshifted velocity interval covers a small region compared to the filament and that it is located at the border of
this filament where the density strongly increases because of a filament accretion shock.

filament. The simulation includes hydrodynamics, self-gravity,
and heating and cooling coupled with non-equilibrium chem-
istry. From this self-consistent CO formation in the simulations,
synthetic observations are produced.

The filament edge is defined by filament accretion shocks,
see for example Fig. 11, which is a low-velocity shock due to
mass accretion on an interstellar filament from a converging flow
in a molecular cloud. For more information on these simulations
and synthetic observations, we refer to Clarke et al. (2017, 2018).

No magnetic field is included in the simulations, which could
have an impact on the shock properties (e.g. Draine et al. 1983;
Lesaffre et al. 2013). For a shock propagating perpendicular to
the magnetic field, this makes the shock wider and decreases
the peak temperature. However, slow-type shocks, which can fit
the observed emission, tend to resemble non-magnetised shocks
because the dynamics is driven by gas pressure (Lehmann &
Wardle 2016). In the simulations the warm post-shock layer is not
resolved, as post-shock cooling of a low-velocity J-type shock
occurs over small distances (e.g. Lesaffre et al. 2013; Whitworth
& Jaffa 2018), implying that the gas heated by the shocks is
smeared out. Consequently, the temperature of the heated gas is
underestimated. Nonetheless, it is generally observed in the sim-
ulations that the 3D dense filamentary structure is confined by a
gas layer that shows an increase in temperature as a result of fil-
ament accretion shocks. Figure 12 shows a temperature map, cut
out of the simulation, that illustrates this temperature increase at
the border of the filament, followed by a temperature drop into
the filament.
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Fig. 12. Smoothed (o = 1.3 pix) cut at z = 0.05 pc through the tempera-
ture cube of the simulation, with the black contours (N = 5 x 10?! cm™2)
roughly indicating the high column density filament. Note the local
increase in temperature at the sub-filament border due to the accre-
tion shocks and the temperature drop in the sub-filaments after the
shock compared to the inflowing mass reservoir. Because of smoothing,
the temperature peaks of the shocked gas in the map have decreased.
The area of the simulation that is covered by this figure is indicated in
Fig. 11.

The good correspondence with synthetic spectra derived
from the simulation is remarkable, see Fig. 11. We observe the
bulk emission of the filament with the C'80(2—1) line and, more
importantly, a bright blueshifted component in '2CO(4-3) with
no C'80 emission that connects the velocity of the inflowing
cloud and the dense gas. This is similar to what is found in
the Musca filament. In the simulations, this 2CO(4-3) com-
ponent corresponds to a strong velocity transition and density
increase from a filament accretion shock of the inflowing mass
reservoir, see Fig. 11. This accretion shock is responsible for the
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Fig. 13. Left: density distribution of the gas with a sufficient CO abundance to be observable in a '>?CO(4-3) excess component. CO is considered
detectable if more than half of the carbon is locked in CO. Note that the density distribution is relatively bimodal, with the densest already shocked
gas highlighted in red. Right: temperature distribution of all the CO gas in grey, with in red the temperature of the high density gas highlighted
on the left. We find for the dense gas that almost all gas at T = 15-25 K has disappeared, leaving only the cold (<15 K) and warm gas (>25 K).
This demonstrates that post-shock gas is either warm or cooled behind the shocked gas layer compared to the temperature of the inflowing mass

reservoir.

observed blueshifted '>CO(4-3) component. It can be wondered
how the slightly lower temperatures in the simulation compare
to the estimated values for Musca give rise to the same signa-
ture. But as mentioned before, the simulations were designed
for somewhat higher densities than Musca, which increases the
12C0O(4-3) emission and thus compensates for the slightly lower
temperatures.

Since the dense filaments in the simulation are confined by
an accretion shock, it is not surprising that the >?CO(4-3) excess
is found at both observed locations in Musca as it likely confines
the entire filament. Figure 12 displays that behind the heated
gas layer by the filament accretion shock there is also a sharp
decrease in temperature from ~15 to ~10 K. This creation of
cold and dense gas through a filament accretion shock can also be
observed in the temperature histograms of the simulations where
the dense gas, created by an accretion shock, is either warmer
(>25 K) or significantly colder (~10 K) than the inflowing cloud
(~15-17 K), see Fig. 13. This demonstrates that accretion shocks
from a continuously inflowing cloud, as observed in Musca, play
an essential role in the cooling of the dense star forming ISM.
This cooling is related to the increased shielding of the dense
gas and the increased cooling rate by CO due to the higher den-
sity, since CO is an important coolant of molecular clouds (e.g.
Goldsmith & Langer 1978; Whitworth & Jaffa 2018).

5. Filament formation due to the dissipation of
MHD flows

We have put forward that the '>?CO(4-3)/'2CO(2-1) and '2CO(4—
3)/'2CO(3-2) excess in the blueshifted component can be
explained by the presence of warm, dense gas that has proper-
ties predicted by low-velocity shock models. In particular the
observed emission can fit with slow-type shocks, while sim-
ulations show that these slow-type shocks typically occur at
relatively low velocities of v; < 3 km s~' found in Musca
(Lehmann et al. 2016; Park & Ryu 2019). Furthermore, as the
flow near the filament is expected to be well aligned with
the magnetic field (Cox et al. 2016), the shock velocity upper
limit for slow-type shocks (va cos ) reaches a maximum. This
increases the possibility for slow-type shocks to occur. A small,
but significant, change in orientation of the magnetic field takes

place from the mass reservoir to the filament in Musca (Planck
Collaboration Int. XXXIII 2016) which could be the result of
low-velocity shocks (Fogerty et al. 2017). Lastly, the observed
warm and dense gas layer connects the velocity of the ambient
cloud and dense gas in Musca, which indicates that the accretion
shock dissipates the kinetic energy of the supersonic converging
flow and increases the cooling rate to form a (trans-)sonic dense
and cold filament.

If the Musca filament is indeed confined by the accretion
shocks, we can do a first check whether the current results give
a reasonable estimated mass accretion rate. The mass accretion
rate through this low-velocity shock is estimated in Appendix D,
giving a mass accretion rate 2 20 Mg pc~! Myr~!. This is similar
to the typical values reported for mass inflow towards filaments
that will form low-mass stars (e.g. Palmeirim et al. 2013), and
would imply that Musca can accrete its current mass in 1 Myr.

6. Summary

In this paper we present observations of [Cu] and [O1] with
SOFIA, and observations of '>CO(4-3), 2CO(3-2) and [C1]
with APEX towards the Musca filament. Studying these impor-
tant cooling lines, we find that Musca has an extremely weak
FUV field (<1 Gy), confirmed by determining the FUV field
with a census of ionising stars. We further estimated a density
ng, ~ 5 x 10? cm™ for the ambient gas near the Musca filament,
and found that 20 to 50% of carbon in the ambient cloud is
still in atomic form. In the interface region between the ambient
cloud and dense gas in the crest and strands, blueshifted excess
emission was found with the '2CO(4-3), (3-2), and (2—1) lines.
A non-LTE radiative transfer study with RADEX points to
the existence of a small warm (250 K) gas layer at relatively
high density (ny, > 3x 10®> cm™). This “layer” can actually
be clumpy with pockets of warm gas embedded in a cooler
interclump phase. This excess emission fits with predictions for
non-irradiated slow-type low-velocity shock models with a pre-
shock density ny,, ~ 5% 10 cm™>. The estimated shock velocity
also fits with the shock velocity interval for slow-type shocks.
Comparing the location of the shock emission in the spectra
with synthetic observations in simulations of filament formation,
we obtain a scenario where the dense Musca filament is formed
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by low-velocity filament accretion shocks in a colliding flow.
These low-velocity MHD filament accretion shocks dissipate
the supersonic kinetic energy of the colliding flow, creating a
(trans-)sonic dense filament. Because of increased shielding and
efficient CO cooling in the dense post-shock gas, these accretion
shocks play an important role in cooling the dense filamentary
ISM that can form stars in the near future.
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Appendix A: SOFIA [O1] and [C1] observations
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Fig. A.1. Left: observed pixels for the [C11] 158 um line with the SOFIA telescope with a spectral resolution of 0.3 km s~!. Right: observed pixels

for the [O1] 63 um line.
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Fig. A.2. Intensity of [C11] (blue), [O1] (red), and [C1] (green) predicted
for J-type shock models with a preshock density of n = 10°> cm™ and
n =10* cm™ by the Paris-Durham code. The horizontal lines indicate
the observed [C1] intensity and 3 o upper limits for [C 11] and [O1]. This
shows that the [C 1] and [O1] non-detections in Musca are consistent
with shocks and that the [C 1] brightness from the shock is not brighter
than the total observed [C1] brightness in Musca.

The individual pixels of the upGREAT LFA and HFA, covering
the [Cu] 158 um line and the [O1] 63 um line, respectively, are
displayed in Fig. A.1. Both lines, [C 1] and [O1] are not detected
above an rms (depending on the pixel) of 0.06 and 0.13 K for the
LFA, and 0.11 and 0.21 K for the HFA.

[O1] is a possible shock tracer, but its non detection does not
argue against a possible shock excitation, see Fig. A.2, because
of the difficulty to excite [O1] emission. It either needs high-
velocity shocks (Hollenbach & McKee 1989), an irradiated lower
velocity shock (Lesaffre et al. 2013; Godard et al. 2019) or dense
J/CJ-type shocks (Flower & Pineau Des Foréts 2010; Gusdorf
et al. 2017). Simulations of massive molecular cloud forma-
tion through colliding flows predict an [O1] brightness around

0.01-0.05 K km s~! (Bisbas et al. 2017). Yet, such predicted
brightnesses are highly uncertain because of the unconstrained
atomic oxygen abundance in the ISM (e.g. Meyer et al. 1998;
Cartledge et al. 2004; Jenkins 2009; Hincelin et al. 2011).

Appendix B: A two layer multi-component model

To investigate possible effects of self-absorption, we apply a
multi-component dual layer model (Guevara et al. 2020) to the
observations of the CO(2-1) isotopologues. This LTE model
fits the radiative transfer equations for multiple components dis-
tributed in two layers. The assumption of LTE for low-J CO
lines is a justified approximation, as discussed in for example
Goldsmith & Langer (1999); Liszt et al. (2006). van der Tak
et al. (2007) also show that the LTE model is mostly valid for the
ground state CO(1-0) transition and deviations from this approx-
imation increase with the quantum number of the upper level.
Here, we only use the CO(2-1) isotologue transitions. The fitted
radiative transfer equation is given by

Tmb(V) = Z jv(Tex,ibg) (1 - C_T[bg(v)) e Zifg Ti‘-‘i(v)

ibg

* Z jV(TCx,i,-g) (l — e_Tifg(V)) ,

ifg

(B.1)

with 7, (Te) the equivalent brightness temperature of blackbody
emission at a temperature 7 ex:

hv 1
kg elo/Tx — 1

J(Tex) = (B.2)

with the equivalent temperature of the excited level Ty = hv/kg

and v the transition frequency. The single components of the

model are represented by Gaussian profiles, thus the velocity

dependent optical depth of every component is given by:
412 (0

w

7(v) = Tpe ,

(B.3)

Al7, page 13 of 16



A&A 641, A17 (2020)

= Observed Data Synthetic Background Spectra
Observed Data Synthetic Background Spectra ~ (Musca North, 13CO (2-1)) Background Components (2)
(Musca North, C**0 J=(2-1)) —— Background Components (2) 5 Model Fit, x2=11.27 s
2.0 - Model Fit, x?=4.29 2.0
il a ;/f\
15 I 15 / \ 6
/ |
o / | o
g g % /] 2
3 €
F10 1o = [/ \ 4t
|
2 f |
| \
0.5 | 0.5 “‘ | 2
, : Lo
! SRS VU [ /)N W , J N
0.0
02] — 1-o-level (0.02) no Foreground Components [-0.01 04{ —— l-a-blevel (0.02) Foreground Component
Residual (max=0.16) 0.00 Residual (max=0.30)
01 — 02 1.0
= 001 _ & o)
S Z 3 152
T g0 0.02 = 2 o0 —] 2
] 29 E
& 003 £ & 2.0
-0.1 0.04 -0.2 2.5
-0.2 0.05 -0.4 L 30
10 15 20 25 30 35 40 45 50 10 15 20 25 30 35 40 45 58%° 10 15 20 25 30 35 40 45 50 10 15 20 25 30 35 40 45 58°
Velocity [km/s] Velocity [km/s] Velocity [km/s] Velocity [km/s]
Observed Data Synthetic Background Spectra
(Musca North, 12CO (2-1)) —— Background Components (2) Observed Data Synthetic Background Spectra
8 Model Fit, x2=3670.70 o . (Musca North, 12CO (2-1)) Background Components (3)  [20.0
. Model Fit, x?=151.02
17.5
s / 70
N 15 . 7 15.0
| [
o | = [
= X = | 125
F : = | \ 2
2 £ 2 | \ 2
s O | | 1001
‘ | |
/ i
[ | \ 7
~ N\ | t
2 / | 3 2 )‘ 5.0
|
| | |
\ "\‘ \ // \\ 25
/ \ \
b N A\ e/ N _
3 o 1. o
1-0->|eve| (0.02) Foreground Components (2) 075 1-o-level (0.02) Foreground Components (3)
) Residual (max=3.07) N 050 Residual (max=0.97) .
= - =
S T T 025 <
b2 carR - Y EE— N A A - P
4] ] £
L — — — o -0.25 =
3 -0.50 3
-1 -0.75
la

15 20 25 30 35 40 45 50 10 15 20 25 30 35 40 45 50
Velocity [km/s] Velocity [km/s]

L9515 20 25 30 35 40 45 50 10 15 20 25 30 35 40 45 50
Velocity [km/s] Velocity [km/s]

Fig. B.1. Results from a two-layer, multi-component fit to the observed CO(2-1) isotopes at the northern Musca position. Upper two panels and
the lower left panel: fit with two velocity components derived from the optically thin C'*0(2-1) emission line, lower right panel: best model fit for
the observed 2CO(2-1) line. In each panel, upper left sub-panel: observed data as a red line and the model fit as a green dashed line. Upper right
sub-panel: individual components, lower left sub-panel: residuals and lower right sub-panel: information on the number and contribution of the
foreground. It becomes obvious that two components can be fitted for C'*0(2-1) and '*CO(2-1), but are insufficient for the 2CO(2-1) line.

with vy the central (LSR) velocity of the component and w the
line width (FWHM).

Each of our components (background and foreground alike)
are characterized by four quantities: excitation temperature, opti-
cal depth, position (LSR velocity), and width (FWHM). For a
given number of components the model fit converges towards
the best values for each parameter in a given range. The line posi-
tion and its width are confined by the observed line profile, thus
the excitation temperature and optical depth remain free param-
eter. The combination of T and 7 is degenerate, that is, higher
excitation temperatures go together with lower optical depths
and vice versa (and then give a similar fit). However, we can to
first order constrain the gas temperature using the Herschel dust
temperature 7.

The Musca filament (in particular in the crest), is most
likely heated by cosmic rays because neither thermal (low den-
sities) nor radiative heating (low FUV field) dominates. The
main cooling of the gas is happening via the low-J CO lines.
Because of the low densities, freeze-out of CO is probably not
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so significant as it is for high densities. Standard dust mod-
els (Goldsmith 2001) predict a difference between gas and dust
temperature (with Ty >Tgy), while recent studies (Ivlev et al.
2019), considering also the grain size distribution, anticipate
a less strong difference between gas and dust temperatures.
We thus use as a starting value the dust temperatures derived
from Herschel shown in Fig. 4 and apply a gas excitation tem-
perature in the range of 10 to 13 K for the filament crest
component and of T > 13 K for the shoulder+blueshifted com-
ponent. Therefore, only the optical depth remains as a free
parameter.

The two layer multi-component model is applied to the
northern position (the results for the southern position are
similar) iteratively for the three transition lines: C'80(2-1),
13CO(2-1) and '>CO(2-1), as shown in Fig. B.1.

We start with the C'80(2-1) line where we expect no absorp-
tion due to the foreground. This way we determine the back-
ground components, detected with this line, which are simply
scaled up by the natural abundance ratio for the two remaining
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Table B.1. Model results for the two layer multi-component fit.

Background Foreground
Fit parameter Tex T v Av Tex T v Av
Units (K) (kms™) (kms) (K (kms™) (kms™")
C'80 component 1~ 12.50 0.24 3.51 0.31 - - - -
C'30 component2  14.00  0.02 3.13 0.34 - - - -
13CO component 1~ 12.70 1.70 3.49 0.31 7.69 1.70 3.50 0.39
3CO component2  13.80 0.41 3.09 0.35 - - - -
12CO component 1~ 12.35  90.00 3.45 0.30 7.80 7.90 3.48 0.44
2CO component 2 14.80 1.75 3.12 0.37 8.13 2.00 3.15 0.45
12CO component 3 69.00 0.09 2.73 0.34 10.00 045 3.58 0.28
— 12co(4-3) 6 - — 12co(4-3)
6 — Yco(3-2) — “co(3-2)

— 12co(2-1)

Tmp (k)
w
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Fig. B.2. Results of a fit of three Gaussian profiles to the ?CO(3-2) and '>CO(4-3) lines towards the crest in the northern map (left) and southern
map (right). The solid lines are the observed data, the long-dashed lines the fit with three individual components, and the short-dashed lines the

resulting spectrum.

molecular carbon lines. The physical parameter of each compo-
nent obtained from the model fit are summarized in Table B.1
and plotted in the upper left panel of Fig. B.1. This fit constrains
the position and optical depth of the background component.

We then continue to model the '*CO(2-1) line profile.
Because the background components are here constrained by
the C'80(2-1) fit, we scale up the background components by
the 3CO/C'"0 ~ 7 ratio. We do not strictly fix the parameter
obtained from the C'#0(2-1) model fit, but allow the model to
find the best fit in a small range around the given parameter.

The scaled up background emission overshoots the observed
line at v ~ 3.5 km s~'. To model the observed line intensities, we
add a cold foreground layer with T < 10. The foreground com-
ponent absorbs the overshooting emission, see the upper right
panel of Fig. B.1. Note, however, that it is unlikely that we have a
cooler layer that “wraps around” the filament (which we consider
a cylinder) because the Herschel temperature map clearly shows
an increasing temperature when going outwards from the crest,
see Fig. 4. The only possible way that one could have cool fore-
ground emission that can absorb emission, is by considering a
clumpy medium that is unresolved by the Herschel beam. In this
unresolved clumpy medium, located in the foreground of the line
of sight, one then would need mixed relatively cold (<10 K) and
warm gas (>15 K) which gives rise to a steadily increasing aver-
age temperature in the Herschel beam when moving outwards
from the filament crest.

The second blueshifted component only matches the
observed emission with an increased '3CO/C'®0 abundance
ratio, see Table B.1. The abundance ratio between the molecules
is not a very well defined value. The processes of selective pho-
todissociation and carbon isotopic fractionation can modify the
relative abundances of CO isotopologues (e.g. Visser et al. 2009;
Liszt 2017). In particular in more diffuse regions, the fractiona-
tion via the exchange reaction between '>C* and '2CO leads to an
enhancement of the '3CO abundance (e.g. Liszt & Ziurys 2012;
Rollig & Ossenkopf 2013; Szfics et al. 2014). In addition - though
probably less important for Musca because of the low FUV
field - the more abundant '2CO and '*CO isotopologues shield
themselves from the destructive effect of FUV photons more
efficiently than the less abundant C'30 isotopologue because
the photodissociation of CO is governed by line absorption. In
this context we note that Hacar et al. (2016) found indications
of strong fractionation leading to a significant increase of the
13CO/C'30 abundance ratio above the standard value of 7 at
Ay < 3. Further analysis of this abundance ratio in our compan-
ion paper on the Musca filament confirms this result presented
in Hacar et al. (2016).

In the previous two model fits, we determined the back-
ground and foreground components which we now scale up
by the abundance ratio '2CO/'*CO ~ 60. Note that this value
can be significantly lower because of fractionation (see above).
The resulting fit is shown in the left lower panel of Fig. B.1.
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Due to the large optical depths, we observe flat-topped spec-
tra in the background and foreground layer. Since the observed
intensities do not fit the natural carbon abundance ratio for the
second component we only fix the first component and allowed
the model to vary over a range of values in the second compo-
nent to find the best possible solution. In addition we included a
foreground component, which would only be observable in the
12CO isotope, to remove the emission excess in the blueshifted
wing and possibly reproduce the bump located in the blueshifted
part of the observed '>CO spectrum. The resulting spectra show
a flat spectrum at velocities with bright C'80(2-1) emission,
followed by an emission peak at the blue-shifted wing. Thus,
the model results do not manage to represent the line shape,
the observed bump in particular, and intensity by taking self-
or foreground absorption effects of the scaled up background
components derived from the isotopes, see lower left panel of
Fig. B.1.

Since two background components do not represent the
observed spectrum, we include an additional component to the
model, which is only visible in the '>CO spectrum but van-
ishes in the noise for the weaker isotopes, see lower right panel
of Fig. B.1. To meet this criteria we need to include a back-
ground component with low optical depth, which results in an
increased temperature since a low optical depth requires an
increase in temperature to produce the same amount of emission.
This third background component is located at v = 2.8 km s7!,
see Table B.1. In addition we allow cold optically thin compo-
nents in order to correct for the emission excess in the central
and red-shifted part of the spectrum. As in the previous model
fit we do not fix the central second component by the car-
bon abundance ratio, but allow it to vary in a wide range to
find the best model fit to the observed data. We thus man-
age to represent the spectrum well, only with three background
components.

Appendix C: SiO non-detection

The observations with the PI230 instrument on APEX towards
the Musca cloud presented in Paper I covered the SiO(5-4)
line. We have presented the detection of warm gas heated by
low-velocity shocks, which makes the observation of SiO(5-4)
interesting since some molecular clouds display extended SiO
emission with relatively narrow linewidths (Jiménez-Serra et al.
2010; Nguyen-Lu’o’ng et al. 2013; Duarte-Cabral et al. 2014).
This suggests that this is not SiO sputtered from the grains by
protostellar outflows (e.g. Schilke et al. 1997; Gusdorf et al.
2008a). To explain this extended SiO emission in W43, it was
considered that 1-10% of Si was not locked in the grains in the
preshock gas (Louvet et al. 2016).

In Musca, because of the low-velocity shocks, sputtering of
SiO from the grains seems improbable (Gusdorf et al. 2008b;
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Louvet et al. 2016). Upon analysing the data after averaging
over the filament crest (N > 3 x 10*! cm™2), no SiO emission
is detected with an rms of 0.0134 K.

Since SiO has a high critical density (>10% cm™) it requires
a non-LTE approach (Csengeri et al. 2016) to study the maxi-
mal SiO abundance in the gas phase. Therefore, we use RADEX
to search for an upper limit on the SiO column density. This is
done for two densities 10° and 10* cm™3, assuming a minimal
temperature of 10 K and a FWHM of 0.5 km s~! (similar to the
C'80 linewidth). The resulting 3c- SiO column density upper
limits are ~10'* and 10'> cm™2 for densities of 10* and 103 cm™3
respectively.

This upper limit is observed toward the filament crest, which
has a Herschel dust column density of ~4 X 102! cm~2, such that
the upper limit obtained at a density of 10* cm™ should hold,
see Paper I. Assuming all hydrogen is in molecular form, using
[Si]/[H] = 2 x 107> and taking that all Si is found in the form of
SiO (Louvet et al. 2016). This poses an upper limit of 0.06 % on
the Si abundance in the gas phase (0.6 % when assuming ny, =
10° cm™).

This indicates that in a molecular cloud at an early stage of
evolution basically all Si is locked in the grains and that one
needs environments with a radiative or dynamic history like W43
or protostellar outflows to release SiO in the gas phase.

Appendix D: Mass accretion rate

As we have presented the detection of a filament accretion shock,
it is possible to estimate the mass accretion rate as a result of this
shock using 27rR-ZshOCk-tl;slc. Where R is the radius that encom-
passes most dense gas (=0.2 pc), Zghock 18 the column density of
the shock layer, and tp. is the post-shock cooling time for which

we use the expression in Whitworth & Jaffa (2018)

Xco \ ' (nmo\ [ vs !
pse r 3.10¢ cm™3 kms™!

with ny, o the pre-shock density and v, the shock velocity.

To calculate X0k we start from the Zixco column den-
sity of the RADEX models that manage to reach the observed
ratios in Sect. 3.5, which is 9 x 10'* cm™2. Zgock is then given
by Zico/Xco. This Xco cancels out with the same term in
Eq. (D.1).

In Eq. (D.1), we use an estimated preshock density ny,
=4x10% em™, vy, = 0.9 km s~ and assume that the equality
in Eq. (D.1) roughly holds. This implies that our mass accre-
tion rate estimate here will be a lower limit. Putting all this
together results in an estimated minimal mass accretion rate of
20 My pc! Myr~!.

(D.1)
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Figure 4.3: Left: The predicted [CII] intensity by the PDR Toolbox as a function of the FUV field
strength for different densities. The horizontal line indicates the 3o upper limit in Musca as obtained
from the SOFIA observation. Right: The predicted [CII] intensity by the MEUDON PDR code on a
grid of density and FUV field strength. The black curve indicates the observed [CII] 3¢ upper limit.
Both figures show that for acceptable densities in Musca (n < 10* cm™3) the FUV field strength has
to be significantly below 1 Gg.

4.1.4 Additional discussion of Paper-MS
The upper limit on the FUV field

The SOFIA observations indicate that the 3o [CII] intensity upper limit is 7.5x10~7 erg cm™2 s~!
st~ In Fig. 4.3 it is shown with the PDR Toolbox (Pound & Wolfire, 2008) that this upper limit
requires an FUV field strength below 1 Gq for acceptable densities (ny < 10* em™2) in the Musca
cloud. However, [CII] generally traces densities that are significantly below ny = 10* cm™3 at the
photodissociation surface of molecular clouds such as Musca (e.g. Tielens & Hollenbach, 1985; Beuther
et al., 2014; Bertram et al., 2016; Franeck et al., 2018; Clark et al., 2019). Photodissociation codes have
certain differences since the coupling between interstellar gas and radiation is a complex problem, which
results in significant variations of the predicted results (Rollig et al., 2007). It is thus recommended to
verify that a result is confirmed by another PDR code. This is why the implications of the [CII] upper
limit on the FUV field strength were verified with the MEUDON code (Le Petit et al., 2006; Le Bourlot
et al., 2012; Bron, Le Bourlot & Le Petit, 2014). Inspecting Fig. 4.3 shows that the [CII] intensity
upper limit restricts the FUV field to values below 1 Gg for ng < 10° cm™2 with the MEUDON code.
Two different photo-dissociation models thus consistently constrain the FUV field strength based on
the [CII] observations with the SOFIA telescope.
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Figure 4.4: Left: The observed SiO(5-4) spectrum towards the Musca filament crest in the north with a
baseline noise rms of 0.0134 K. The dashed vertical line indicates the rest velocity of the Musca filament
crest in the north (3.5 km s~!). Right: The predicted SiO(5-4) brightness with RADEX as a function
of the kinetic temperature for different SiO column densities in the gas phase, assuming a density of
ny, = 10* cm™3 in the filament crest. The dashed horizontal line indicates the 3o noise rms.

The SiO(5-4) non-detection

The SiO(5-4) non-detection towards the Musca filament crest (N > 3x 102! cm~2) mentioned before is
shown in Fig. 4.4 for the northern map. The RADEX calculations that were used to determine the
abundance upper limit are presented in the same figure. These RADEX calculations assume a FWHM
of 0.5 km s~ for SiO(5-4), which is roughly the linewidth found for the filament crest with C80(2-1),
and ngy, = 10* cm 3. Figure 4.4 shows that a SiO column density of 104 cm~2 and a temperature of 10
K correspond to the 30 upper limit for the SiO(5-4) emission. This implies, as discussed in Paper-MS,
that less than 0.06 % of the Si abundance is found in the gas phase for the Musca filament, and that an
important dynamic and radiative history might be important to release Si in the gas phase in clouds
such as W43 (Nguyen-Lu’o’'ng et al., 2013; Louvet et al., 2016b).

The filament formation simulations

Simulations and synthetic observations from Clarke et al. (2017, 2018) were used to compare generic
(shock) accretion signatures in filament formation simulations with the observations towards the Musca
filament. These simulations were performed with the moving-mesh AREPO code (Springel, 2010a).
This moving-mesh code makes use of a Voronoi tesselation'. Because a Voronoi tesselation divides space
based on the distance between nearby particles, this tesselation naturally adapts the local resolution
in the simulation to the local density. This makes it in a sense an intermediate solution between the
more classical grid-based mesh (Teyssier, 2015) and smoothed particle hydrodynamics (SPH, Springel,

'For more information on Voronoi tesselations, see e.g. https://en.wikipedia.org/wiki/Voronoi_diagram
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2010b) simulations.
The simulations start from a cylindrical converging flow, described by an initial density and velocity
profile

ng = 6300 cm™ 3 Ry (r/pc)™!  (for r < 3 pcand ||z < 1.5 pc)

-3 (4.2)
= U. cm elsewnere
0.063 (elsewhere)

v=—075rkms™ ' + vy (for r < 3pcand ||z < 1.5pc) 13
=0kms™ ' (elsewhere) (43)
with Rg = 0.1 pc, r the vector in the radial direction away from the filament center and vy the
turbulent velocity field. This inflow velocity and density profile were constructed in order to be roughly
representative of the B211/3 filament in Taurus (Palmeirim et al., 2013). The turbulent velocity field
is generated assuming a power spectrum that is described by P ~ k™% with ki = 4.2 pc™!. The
velocity field consists of solenoidal and compressive modes, and assumes a linewidth of 1 km s~! (Clarke
et al., 2018).
In order to produce synthetic observations with the RADMC-3D code (Dullemond et al., 2012), the
simulations rely on a chemical network that is responsible for self-consistent CO formation. The chemical
network in the simulations is the one presented in Glover & Clark (2012) which contains the simple
CO network from Nelson & Langer (1997) that does not include fractionation of the CO isotopologues,
and the hydrogen chemical network from Glover & Mac Low (2007a,b). The fact that the chemical
network does not include fractionation effects is in contrast to the indications of fractionation effects
in Musca (Hacar et al., 2016). Because the aim is to compare the observed spectra in Musca with
generic kinematic signatures of filament accretion, this lack of fractionation in the simulations should,
to first order, not have a major impact on the conclusions. It has however to be kept in mind that the
comparison between observations and simulations has limitations.
To heat the gas in the simulations, an external interstellar radiation field of 1.7 Gy and a cosmic
ray ionisation rate of 10717 s~ were assumed. The radiation at UV wavelengths was adopted from
Draine (1978) while the radiation at longer wavelengths was adopted from Black (1994). Such a weak
embedding FUV field is a relatively good approximation for the Musca cloud.

Atomic oxygen in the ISM

With the SOFIA observations it was also attempted to detect the [OI] 3Pg - ®P; line at 63 ym excited
by the low-velocity shock, because a detection would have indicated that a large fraction of oxygen is
found in atomic form in the ISM. It is critical to constrain the atomic oxygen abundance in the ISM
because it is an important unknown in the oxygen chemistry of the ISM and thus the formation of
life sustaining molecules (e.g. Wakelam, Herbst & Selsis, 2006). At the moment, the distribution of
oxygen that is not locked in CO remains unknown. Particulary important in this search for the oxygen
reservoir is the extensive search for Oy with balloon-borne telescopes (Olofsson et al., 1998), the SWAS
telescope (Goldsmith et al., 2000) and the Odin telescope (Pagani et al., 2003; Larsson et al., 2007).
Only Larsson et al. (2007) presented a detection with a resulting O2 abundance of 5:10~8 compared to
Ho.
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The detection of [OI] would also have shown that atomic oxygen plays an important role as a coolant
in the ISM. At the moment, the role of [OI] cooling remains uncertain which has led to some shock
models taking into account cooling by [OI] (Draine, Roberge & Dalgarno, 1983), while other models
(Kaufman & Neufeld, 1996a; Pon, Johnstone & Kaufman, 2012) do not focus on a possible role of [O]].
The [O]] line is extremely difficult to detect, e.g. because of its high energy of the upper level, such
that the current observations do not put a really significant constraint on the atomic oxygen reservoir
in the ISM. This can be demonstrated using RADEX and the detected shock layer in CO. For the
excitation conditions that manage to reproduce the CO observations in Fig. 8 and 9 of Paper-MS, Tab.
4.1 shows that the predicted [OI] brightness is far below the 30 upper limit of the performed SOFIA
when assuming [O] = [CO] in the shocked layer. Furthermore, Table 4.1 even shows that, assuming
Tkin = 100 K, [O] = 50x[CO] would have been necessary to detect the [OI] line with the current SOFTA
observations. It will thus be necessary to wait for the facilities offered by SPICA or the Origins Space
Telescope to detect [OI] for reasonable atomic oxygen abundances.

Table 4.1 also shows the predicted [OI] 3Py - 3Py transition at 146 ym has a similar predicted line
brightness as the transition at 63 pym. It will thus be particularly challenging to detect either of the
[O]] transitions.

Inspecting predictions by low-velocity shock models of the Paris-Durham code in Fig. 4.5, it is found
that both for J- and C-type shocks it is difficult to detect [OI]. However, increasing the preshock density
has an important impact on the predicted [OI] brightness, such that a preshock density of ny ~ 10°
cm 3 should be sufficient to detect [OI] from low-velocity shocks. For these preshock densities, massive
star forming regions such as DR21 have to be considered where the inflowing filaments on the massive
star forming ridge are expected to roughly have this density (Hennemann et al., 2012). However, in such
regions the observations are highly contaminated by radiative and mechanical feedback from massive
stars that form in these clouds.

In Fig. 4.6, the initial conditions for the oxygen chemistry of the Paris-Durham shock models is pre-
sented in more detail, showing the fractional abundance of Hs and the most important oxygen-bearing
molecules. The models shown in Fig. 4.6, are C-type shocks with a preshock density of ng = 10% cm™3
and a velocity of 4 km s~!. The first presented shock model is not irradiated by FUV photons, while
the second model is irradiated by an FUV field of 1 Gg. Since the purpose of the analysis here is to
study the initial oxygen abundances in the Paris-Durham code, it is not of importance whether a C- or
J-type shock is studied.

Analysing the results, it can be noted that basically all hydrogen is found in molecular form in both
the irradiated and non-irradiated case. Inspecting the oxygen-bearing molecules for the non-irradiated
case, it is found that the sum of the fractional abundances of oxygen-bearing molecules do not reach the
total oxygen abundance fraction in the ISM which is around 3.16x10~%. Apart from CO, it is observed
that a significant fraction of molecular oxygen is locked in Oy which is above the observed abundances
in molecular clouds (Larsson et al., 2007). However, this lack of molecular oxygen is a persistent dif-
ficulty for astrochemical models (e.g. Wakelam et al., 2019). Analysing the irradiated shock model,
it is found that basically all oxygen (a fractional abundance of 3x10~%) is in atomic gas form for the
Paris-Durham shock code. The predicted difficulty to detect [OI] in a non-irradiated shock is thus also
due to the lack of atomic oxygen in the model. As a final note, the observed lack of molecular oxygen
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Thin (K) | [OI] ?Py - ®Py (146 pm) | [O1] *Py - *Py (63 pm)
No = 9:10"* cm™2, FWHM = 0.4 km s~ !, ny, = 7-10% cm =3

50 K 24107 K 9.5:10° K
75 K 1.41073 K 9.0-107* K
100 K 3.5:10% K 2.9-1072 K
No = 510" cm™2, FWHM = 0.4 km s~ ', ng, = 7-10% cm™3
100 K | 0.18 K \ 0.16 K

Table 4.1: The predicted brightness of the [OI] 3Py - 3Py and [O1] 3Py - 3P transitions for the excitation
conditions of the shocked gas detected with 2CO(4-3). The estimated CO column density for the
shocked (gas Ni2¢p) is ~ 9-101* cm 2. For [O]], it is found than a column density No of at least 5-101°
cm ™2 is required for detection with SOFIA.

does not necessarily imply a large atomic oxygen fraction in the ISM. For example, Wakelam et al.
(2019) reported that atomic oxygen could deplete on the dust grains over the full evolution from the
diffuse ISM to dense star forming gas, which might be able to explain the observed lack of molecular
oxygen.

4.1.5 Prospective: The relation between shocks, mass accretion and fiber formation

The results presented for the Musca filament indicate the importance of filament accretion shocks in
the formation of dense filamentary gas. A next step is to search for signatures of filament accretion
shocks in other filaments forming low-mass stars, and thus establish whether dense star forming fila-
ments are post-shock gas. This can be an important constraint on the origin of the highly debated
characteristic filament width (Arzoumanian et al., 2011, 2019; Koch & Rosolowsky, 2015). A study
of filament accretion shocks could simultaneously provide indications on the formation of the so-called
fibers (Hacar et al., 2013). There are several proposed scenarios for fiber formation. The first proposed
scenario is often referred to as 'fray & gather’ (Smith, Glover & Klessen, 2014; Smith et al., 2016), where
velocity coherent filamentary structures are formed in the supersonic turbulent ISM by compression
from low-velocity shocks. After their formation, the fibers are gathered in a Herschel dust continuum
filament by large scale motions in the cloud. This will lead e.g. to an evolution of the number of fibers
in a filament over time. A second proposed scenario for fiber formation is called 'fray & fragment’
(Moeckel & Burkert, 2015; Tafalla & Hacar, 2015; Clarke et al., 2017). Here, a collision of two con-
verging flows produce a dust continuum filament that consists of several intertwined fibers as a result
of residual turbulent motions and gravity. Some of these fibers manage to accrete a sufficient amount
of mass to become gravitationally unstable and fragment into prestellar cores. A last scenario has been
proposed that aims to position itself between the two previous scenarios, which is called 'compress,
accrete, fragment’ (Shimajiri et al., 2019a). In this scenario, dense filaments are formed from multiple
episodes of compression. These filaments then accrete mass from gravitationally driven inflow in sheet-
like structures. This gravitational energy of the inflow is then converted into turbulent energy and flows
(Klessen & Hennebelle, 2010; Arzoumanian et al., 2013) which are responsible for the observed fibers.
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Figure 4.5: Predictions for the [OI] intensity as a function of velocity for different non-irradiated shock
models in the Paris-Durham code (Flower & Pineau des Foréts, 2003; Lesaffre et al., 2013; Godard et al.,
2019). It shows both the evolution of J-shocks (dashed lines) and C-shocks (dotted lines) for preshock
densities ranging between ny preshock = 10° cm ™3 and DH preshock = 10° cm™3. The horizontal line
indicates the observed 3o upper limit of the [OI] intensity. This suggests that high preshock densities
are required to detect the [OI] line.
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Figure 4.6: Left: The evolution of the fractional molecular abundance of Hy and several oxygen-bearing
molecules as a function of the distance for a non-irradiated C-type shock (Venoek = 4 km s~ 1, D preshock
= 10?) with the Paris-Durham shock code. Right: The same shock model irradiated by a FUV field
of 1 G().

In this scenario, it is proposed that non-fragmenting fibers are in fact accretion flows on the filament
and fragmenting fibers are the imprint of the accretion driven turbulence.

Lastly, when studying fibers it was cautioned in particular by Zamora-Avilés, Ballesteros-Paredes &
Hartmann (2017) and Clarke et al. (2018) that coherent structures in velocity space are not necessarily
always individual structures in physical space.

In order to test these scenarios, observations of low-velocity accretion shocks can provide interest-
ing constraints. It can be studied whether filament accretion shocks are associated with the fibers in
a filament. This would indicate that fibers are directly accreting from an ambient converging flow.
If fibers are not directly associated with accretion shocks, this would suggest that there is no direct
relation between the ambient cloud and fibers in the filament. To determine whether an accretion
shock is associated with a fiber or not, comparison with synthetic observations from simulations will
be necessary. To avoid increasing complexity as a result of multiple velocity components, pilot studies
would also ideally observe relatively isolated fibers. To attempt and provide the first constraints on
these models, a proposal was submitted (Bonne et al. 2019) and accepted for the APEX telescope.
Specifically, to observe 12CO(4-3) and 2CO(2-1) with a spectral resolution of 0.1 km s~! towards the
B211/3 filament in Taurus, which is the prototypical fibrous filament (Hacar et al., 2013). The 2CO(4-
3)/*2CO(2-1) ratio can constrain whether there is shock excitation near the filament, while the spectral
resolution should be able to investigate whether the low-velocity shocks are directly associated to the
fibers. Ideally, these APEX observations would be complemented with SOFIA observations of the [CII]
line similar to the observations presented in Paper-MS, because it allows to constrain the FUV field and
thus be more confident about the presence of shock excitation. It should be noted that the predictions
for observed accretion signatures by the different fiber formation models are still highly qualitative and
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not always specified in great detail. Ideally, the various proposed scenarios would provide predictions
how one can differentiate the different scenarios. The proposed observations and their results can thus
provide an incentive to study concrete predictions by the different models in more detail with regard
to the presence of filament accretion shocks.

4.2 Dense gas formation in Chamaeleon-Musca by a cloud-cloud col-
lision
4.2.1 The physics of the filamentary ISM

In the previous section, it was put forward that filament accretion shocks from a converging flow are
responsible for continuous dense gas provision to the Musca filament. This finding suggests an accre-
tion scenario for dense gas formation in the Musca filament. However, this study did not address the
physical process that drives this converging flow.

The physical processes that are responsible for the observed filamentary structure of the ISM are
still highly debated, in particular because filamentary structures are ubiquitous in a large variety of
numerical simulations. Magnetohydrodynamic simulations with and without gravity naturally produce
a filamentary ISM (e.g. Mac Low & Klessen, 2004; Federrath, 2016). The converging flows that com-
press the gas to form filaments can be the result of purely turbulent motions (e.g. Padoan et al., 2001;
Jappsen et al., 2005; Pudritz & Kevlahan, 2013), but inflow can also be driven by a gravitational col-
lapse (e.g. Nagai, Inutsuka & Miyama, 1998; Klessen & Burkert, 2000; Hartmann & Burkert, 2007; Van
Loo, Keto & Zhang, 2014; Gémez & Vazquez-Semadeni, 2014). It was further shown that a filamen-
tary cloud can also form from a large-scale HI converging flow (e.g. Ballesteros-Paredes, Hartmann &
Vazquez-Semadeni, 1999; Koyama & Inutsuka, 2002; Audit & Hennebelle, 2005; van Loo et al., 2007;
Banerjee et al., 2009), or as a result of a cloud-cloud collision (e.g. Anathpindika, 2009, 2010; Inoue
et al., 2018; Iwasaki et al., 2019). When including the magnetic field in numerical simulations, it is
found that the filamentary structure becomes even more evident (Hennebelle, 2013). The produced
filamentary structures in Hennebelle (2013) form as a result of turbulent strain that is maintained by
the magnetic field.

In order to address the processes responsible for filament formation in the ISM, observations of inter-
stellar clouds are required that trace the physical properties and gas kinematics at different densities.
First, we focus here on the Musca filament and ambient cloud, which are studied with several low-J (<
3) CO isotopologues. These observations will be complemented with archival HI data and observations
of the magnetic field orientation. From the presence of the filament accretion shocks, it was derived that
there is dense gas near the Musca filament, but it did not truly address whether the Musca filament
is a cylindrical structure. Since the cylindrical geometry was recently questioned by Tritsis & Tassis
(2018), the paper below also particularly focusses on the geometry of the Musca filament.
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4.2.2 Article: Formation of the Musca filament: evidence for asymmetries in the
accretion flow due to a cloud-cloud collision (Paper-MC, in revision)
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ABSTRACT

Context. Dense molecular filaments are ubiquituous in the interstellar medium, yet their internal physical conditions and the role of
gravity, turbulence, the magnetic field, radiation, and the ambient cloud during their evolution remain debated.

Aims. We study the kinematics and physical conditions in the Musca filament, the ambient cloud, and the Chamaeleon-Musca complex
to constrain the physics of filament formation.

Methods. We produced CO(2-1) isotopologue maps with the APEX telescope that cut through the Musca filament. We further study
a NANTEN2 2CO(1-0) map of the full Musca cloud, H1emission of the Chamaeleon-Musca complex, a Planck polarisation map,
line radiative transfer models, Gaia data, and synthetic observations from filament formation simulations.

Results. The Musca cloud, with a size of ~3-6 pc, contains multiple velocity components. Radiative transfer modelling of the CO
emission indicates that the Musca filament consists of a cold (~10 K), dense (ny, ~ 10* cm™) crest, which is best described with a
cylindrical geometry. Connected to the crest, a separate gas component at 7 ~ 15 K and ny, ~ 10° cm™ is found, the so-called strands.
The velocity-coherent filament crest has an organised transverse velocity gradient that is linked to the kinematics of the nearby ambient
cloud. This velocity gradient has an angle >30° with respect to the local magnetic field orientation derived from Planck, and the
magnitude of the velocity gradient is similar to the transonic linewidth of the filament crest. Studying the large scale kinematics, we find
coherence of the asymmetric kinematics from the 50 pc H1 cloud down to the Musca filament. We also report a strong [C'301/['*CO]
abundance drop by an order of magnitude from the filament crest to the strands over a distance <0.2 pc in a weak ambient far-ultraviolet
(FUV) field.

Conclusions. The dense Musca filament crest is a long-lived (several crossing times), dynamic structure that can form stars in the
near future because of continuous mass accretion replenishing the filament. This mass accretion on the filament appears to be triggered
by a H1cloud—cloud collision, which bends the magnetic field around dense filaments. This bending of the magnetic field is then
responsible for the observed asymmetric accretion scenario of the Musca filament, which is, for instance, seen as a V-shape in the

position—velocity (PV) diagram.

Key words. ISM: structure — ISM: kinematics and dynamics — ISM: individual objects: Musca — stars: formation — evolution

1. Introduction

The complexity of the interstellar medium (ISM) has been
revealed in numerous continuum and molecular line studies, but
it is only since the unprecedented far-infrared sensitivity of the
Herschel Space Telescope (Pilbratt et al. 2010) that the ubiquity
of dense filamentary structures in the ISM has been revealed
and their integral role in the star formation process has been
established. It was shown that almost all pre-stellar and protostel-
lar cores are located in filaments or at a filament junction (e.g.
André et al. 2010, 2014; Molinari et al. 2010; Bontemps et al.
2010; Konyves et al. 2010, 2015; Arzoumanian et al. 2011; Hill
et al. 2011; Schneider et al. 2012; Rygl et al. 2013; Polychroni
et al. 2013; Marsh et al. 2016). Spectral line observations of

*The reduced datacubes are only available at the CDS via
anonymous ftp to cdsarc.u-strasbg.fr (130.79.128.5) or via
http://cdsarc.u-strasbg.fr/viz-bin/cat/J/A+A/644/A27

filamentary structures have shown that many dust continuum
filaments contain several velocity-coherent sub-filaments, the
so-called fibers (e.g. Hacar et al. 2013; Tafalla & Hacar 2015;
Dhabal et al. 2018). However, recently some theoretical studies
have indicated that coherent structures in velocity space are not
necessarily coherent in three-dimensional space (Zamora-Avilés
et al. 2017; Clarke et al. 2018). Massive filamentary structures
in more distant regions, such as massive ridges (e.g. Schneider
et al. 2010; Hennemann et al. 2012) and hub-filament systems
(e.g. Myers 2009; Schneider et al. 2012; Peretto et al. 2013, 2014;
Henshaw et al. 2017; Williams et al. 2018), are proposed to be
the dominant way to form rich clusters of stars (e.g. Motte et al.
2018), and thus the bulk of star formation in our galaxy. It is
therefore critical to unveil the precise physical processes at work
to explain the formation of filaments of all types.

While early theoretical studies described filaments as struc-
tures confined by isotropic pressure equilibrium (Ostriker 1964;
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Inutsuka & Miyama 1992), simulations support the argument
that filaments are a manifestation of structure development
caused by the thermodynamic evolution of the ISM during
molecular cloud formation. All (magneto)-hydrodynamic ISM
simulations with turbulence, including and not including self-
gravity and/or a magnetic field, naturally produce filaments (e.g.
Audit & Hennebelle 2005; Heitsch et al. 2005; Hennebelle
et al. 2008; Nakamura & Li 2008; Banerjee et al. 2009; Gémez
& Vizquez-Semadeni 2014; Smith et al. 2014, 2016; Chen &
Ostriker 2014; Seifried & Walch 2015; Federrath 2016; Duarte-
Cabral & Dobbs 2017). In these simulations, filaments are argued
to originate from the collision of shocked sheets in turbulent
flows (Padoan et al. 2001), by instabilities in self-gravitating
sheets (Nagai et al. 1998), or as the result of long-lived coher-
ent flows in the turbulent ISM (Hennebelle 2013) which could be
at least partly convergent. The magnetic field can only reinforce
the presence of filaments, as it increases local axisymetries and
as it may stabilise and drive turbulent flows aligned with the field
(Hennebelle 2013). The case of magnetised H1 colliding streams
and cloud—cloud collisions (e.g. Ballesteros-Paredes et al. 1999;
Koyama & Inutsuka 2002) is particularly interesting in this con-
text as it naturally creates a significant level of turbulence and
flows. It can also lead to bending of the magnetic field around
pre-existing structures, which could then drive local convergent
flows perpendicular to the dense filamentary structures (Inoue
& Fukui 2013; Inoue et al. 2018). Such local convergent flows
were indeed observed for massive dense cores by Csengeri et al.
(2011), for instance. From an observational point of view, cloud-
cloud collisions at a velocity of 10-20 km s~! have been argued
to form massive star-forming filaments (Fukui et al. 2020, and
references therein).

Any scenario to form filaments has to account for the most
critical properties of observed filaments. The so-called univer-
sal (Arzoumanian et al. 2011, 2019; Koch & Rosolowsky 2015),
yet highly debated (e.g. Panopoulou et al. 2017; Seifried et al.
2017; Ossenkopf-Okada & Stepanov 2019), filament width of
0.1 pc in nearby molecular clouds is close to the sonic scale
which could fit in a scenario where filaments are made of dense,
post-shock gas of converging flows (Arzoumanian et al. 2011;
Schneider et al. 2011; Federrath 2016). In the companion paper
(Bonne et al. 2020), observational indications were found of
warm gas from low-velocity shocks associated with mass accre-
tion on the Musca filament. It has also led to some theoretical
models considering gravitational inflow that might provide an
explanation for this universal width (Heitsch 2013; Hennebelle
& André 2013). Indications of an inflowing mass reservoir as a
result of gravity were presented in Palmeirim et al. (2013) and
Shimajiri et al. (2019). In the medium surrounding dense fila-
ments, striations are often found which are well aligned with the
magnetic field (Goldsmith et al. 2008; Palmeirim et al. 2013;
Alves de Oliveira et al. 2014; Cox et al. 2016; Malinen et al.
2016). This has often led to the interpretation of gas streaming
along the magnetic field lines. So far, there is no strong obser-
vational evidence for this and recently it was argued from a
theoretical study that striations might result from MHD waves
(Tritsis & Tassis 2016) in large pc-scale sheets. Similarly, the
so-called fibers, seen as sub-structures of filaments, are found at
different velocities as if they would originate from slightly differ-
ent velocity flows inside the same global convergence of flows in
the cloud. Several numerical simulations also observe fibers (e.g.
Smith et al. 2014, 2016; Moeckel & Burkert 2015; Clarke et al.
2017; Zamora-Avilés et al. 2017), while in pressure equilibrium
models filaments naturally tend to fragment rapidly into cores
(Inutsuka & Miyama 1997).

A27, page 2 of 23

In summary, these different views on the relation between
filaments and the surrounding ambient cloud, in particular the
understanding of the physical origin of star-forming filaments,
require detailed observational studies and comparison with sim-
ulations. In this paper, we study the Musca filament which is
probably at an early evolutionary state as its ambient cloud is not
yet perturbed by star formation.

The following section introduces the Musca filament and
why this filament is particulary interesting to study the relation
with its ambient cloud. Section 3 describes the observations car-
ried out with the APEX telescope and Sect. 4 presents the first
results of the APEX and NANTEN?2 observations. Section 5
provides a radiative transfer analysis of the observational data
to constrain the physical conditions in the filament. In Sect. 6
the implications of these results on the formation of the Musca
filament and its relation with the ambient cloud are discussed.

2. The Musca filament and Chamaeleon clouds
2.1. The Musca filament

We focus on the Musca filament which is seen on the sky as
a 6 pc long filamentary structure in continuum, extinction and
molecular lines (e.g. Mizuno et al. 2001; Kainulainen et al. 2009;
Schneider et al. 2011; Hacar et al. 2016; Cox et al. 2016). This fil-
ament is located in the Chamaeleon-Musca complex, see Fig. 1,
which is considered a single molecular complex with a size of
~70 pc on the plane of the sky if one includes Cham East (e.g.
Corradi et al. 1997; Mizuno et al. 2001; Planck Collaboration
Int XXVIII 2015; Liszt et al. 2019). Figure 2 presents the col-
umn density map of the Musca filament combining 2MASS and
Herschel data which shows that this high column density fila-
ment with its ambient cloud is in relative isolation in the plane
of the sky. The Musca filament hosts one protostellar core (Vilas-
Boas et al. 1994; Juvela et al. 2012; Machaieie et al. 2017), and
may contain a few prestellar cores (Kainulainen et al. 2016) with
an average core separation that could fit with gravitational frag-
mentation inside a filamentary crest. The filament is thus likely
at a relatively early evolutionary stage and has indeed a relatively
low line mass compared to other more active star forming fila-
ments like B211/3 in Taurus (Palmeirim et al. 2013; Cox et al.
2016; Kainulainen et al. 2016). As there is only one protostar
which is located in the far north of the filament, the cloud is still
unperturbed by protostellar feedback and is thus a very inter-
esting location to study the formation of star forming gas and
the role of the ambient cloud. The presence and structure of this
ambient cloud was clearly established with high sensitivity dust
continuum observations with Herschel and Planck (Cox et al.
2016; Planck Collaboration Int. XIII 2016), and will be described
in more detail below.

For clarity in this paper, we distinguish four features of the
Musca cloud based on the column density map and profile of
dust emission, mostly following the nomenclature introduced by
Cox et al. (2016).

Firstly, the (filament) crest is the high column density spine
of the large filament in the Musca cloud with Ny, > 3 X
10?! cm™2 (Cox et al. 2016), see Fig. 3. From fitting a Plummer
profile to the average column density profile of the full Musca
filament, working with a distance of 140 pc, this suggest a radius
of 0.056 pc for the filament crest (Cox et al. 2016).

Secondly, strands were defined in Cox et al. (2016) as the
immediate surrounding of the filament crest where dust column
density was found to be significant (Mg, ~2 % 10*! ¢cm=2) and
inhomogeneous. For instance, there is a strong tendency to be
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Fig. 1. Planck emission map at 353 GHz of the Chamealeon-Musca complex (Planck Collaboration I 2016). The names of the relatively dense
regions in the complex are indicated in white. The black circle indicates the region where Gaia data were extracted to investigate the distance of
the Musca filament and cloud. The Planck resolution at 353 GHz is 4.8’, which corresponds to a physical size of 0.25 pc at a distance of 180 pc

(Zucker et al. 2019).

asymmetric with a brighter emission directly east of the filament
crest, and the strands display a hair-like structure that is prefer-
entially perpendicular to the filament crest (Cox et al. 2016), see
Fig. 4. To go one step further we here propose that the strands
could represent all column density in excess in Fig. 3 to the aver-
age Plummer profile fitted on the column density towards the
crest. These strands might then contain the most nearby ambient
gas of the filament crest and may represent a mass reservoir to
be collected soon by the crest. In Fig. 3 and local cuts perpen-
dicular to the filament axis, we found that the strands typically
extend up to a distance of ~0.4 pc from the filament crest. It is
not straightforward to fit a function to the strands, but from Fig. 3
it can be observed that the column density excess to the Plum-
mer fit typically extends up to a distance of 0.4 pc. The presence
of the strands leads to an asymmetric column density profile for
Musca. Other asymmetric column density profiles were already
observed in the Pipe Nebula (Peretto et al. 2012).

The ambient Musca cloud then embeds the filament crest
and strands, and has a typical average column density of
Ny, ~ 0.8 x 10*! cm~2 within a typical distance of 3 pc from the
filament crest, see Figs. 2 and 3.

Lastly, Striations are filamentary structures in the parsec
scale ambient cloud and sub-parsec scale strands of the Musca
filament, see Fig. 4. The striations are well aligned with the
magnetic field on the plane of the sky (Cox et al. 2016). This
magnetic field is roughly perpendicular to the Musca filament
crest, as is also found for other dense filamentary structures
(Planck Collaboration Int. XXXV 2016; Planck Collaboration
Int. XTIT 2016) and even at the centre of massive ridges like

DR21 (Vallée & Fiege 2006; Schneider et al. 2010). Using C'%0
observations it was proposed that the filament crest is a velocity-
coherent structure (Hacar et al. 2016), or a single fiber following
the nomenclature of Hacar et al. (2013), unlike well studied
filaments such as B211/3 in Taurus and Serpens south (Hacar
et al. 2013; Dhabal et al. 2018). This makes the Musca filament
relatively simple in velocity space.

More recently, it was questioned whether the Musca filament
can be described as truely cylindrical (in constrast to a sheet seen
edge-on) by proposing that the striations pattern is reflecting
magnetohydrodynamic vibrations which would require a large,
pc-scale region of emission in contradiction to the 0.1 pc width
of the crest. It would then suggest that the Musca cloud is a sheet
that is seen edge-on and thus only appears filamentary due to
projection (Tritsis & Tassis 2018). We use our new observations
and an updated view of the global structure of the cloud to re-
discuss this important issue. Meanwhile we continue to use the
term “filament”, at least for the crest, throughout the paper.

2.2. Distance of the Musca filament

In earlier studies, the distance of the Musca cloud was gener-
ally estimated to be 140-150 pc (e.g. Franco 1991; Knude &
Hog 1998). Studying the reddening of stars in the Gaia DR2
data release (Gaia Collaboration 2018; Andrae et al. 2018) that
are close to the Musca filament, with a method similar to Yan
et al. (2019), shows indeed a noteworthy reddening increase at a
distance of 140-150 pc, see Fig. 5. The region in the plane of the
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@ beam size extinction map

Fig. 2. Column density map of the Musca filament from the HGBS
(André et al. 2010; Cox et al. 2016) embedded in the large scale 2MASS
extinction map of Musca, scaled to the Herschel column density, that
traces the ambient cloud. The extinction map was produced by the Ay
mapping tool in Schneider et al. (2011). The black boxes indicate the
maps made with the APEX telescope, the red box indicates the area
displayed in Fig. 4, and the blue box indicates the area mapped with
the NANTEN? telescope. The black triangles show the locations of the
stars with a distance smaller than 140 pc and a significant reddening
(>0.3) in the Gaia catalogue. The blue triangle shows the location of
the only young stellar object (YSO) in the Musca filament.

le2l

=== Plummer profile
—— ambient cloud
—-= strands
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Fig. 3. Average column density profile of the Musca filament from the
Herschel data (Cox et al. 2016), corrected to a distance of 140 pc. The
blue horizontal line indicates the column density associated with the
ambient cloud (Ny, ~ 0.8 X 10>! cm™). The dashed blue line shows the
fitted Plummer profile to the column density (excluding the strands).
The vertical lines indicate the location of column density excess with
respect to the Plummer fit close to the filament crest, the so-called
strands. The dashed horizontal black line indicates Ny, =3 x 102! cm™2,
which is the minimal column density used to define the filament crest.

sky studied with Gaia data is displayed in Fig. 1. For more infor-
mation on the determination of the distance, see Appendix A.
It can however be noted in Fig. 5 that there is already redden-
ing for a couple of stars starting at 100 pc towards the Musca
cloud. One should note that there are significant uncertainties on
the reddening in the Gaia catalogue, but this behaviour can also
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Fig. 4. Zoom (red box in Fig. 2) in the Herschel 250 ym map of the
Musca cloud (Cox et al. 2016). The hair like structures perpendicular to
the Musca filament, in the strands and ambient cloud, are indicated in
white. The black boxes indicate the regions covered by the APEX maps.
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Fig. 5. Reddening obtained with the Gaia telescope as a function of
distance for stars in the region of the Musca cloud. The coloured points
are observed at locations where the Planck 353 GHz emission is above
the threshold that was used to define the area covered by the Musca
cloud, see Appendix A. This shows a general increase of the reddening
at a distance of 140 pc, shown with the full vertical line, but there also
appears to be some reddening starting at 90100 pc, indicated with the
dashdot vertical line. The dashed vertical line indicates the distance of
the Chamaeleon I, II and III molecular clouds at 183 pc from Zucker
et al. (2019).

be noted for two stars in Franco (1991). In the Gaia catalogue,
the location of the stars with significant reddening at a distance
<140 pc is spread over the full Musca cloud, see Fig. 2. This
points to the fact that there might be some extended nearby gas
at a distance of ~100 pc towards the Musca region. Since the
Chamaeleon-Musca complex has a size of ~70 pc in the plane of
the sky, it is not unlikely that the cloud has a similar size along
the line of sight. This could possibly lead to extinction starting at
100 pc for some stars. However, the clearest jump in reddening
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happens around 140 pc, which is consistent with several earlier
studies (Franco 1991; Corradi et al. 1997; Whittet et al. 1997,
Knude & Hog 1998) of the high column density Musca cloud.
We thus assume a distance of 140 pc for the Musca filament in
this paper. Note that this distance is smaller than the distance of
183 + 3 + 9 pc derived for the dense Chamaeleon clouds (Cha I,
Cha I and Cha III) in Zucker et al. (2019). Inspecting the redden-
ing as a function of distance with the Gaia data, we also found a
distance of 180-190 pc for these dense Chamaeleon clouds, see
Appendix A. This would indicate that Musca has a slightly more
nearby location than the Chamaeleon clouds.

3. Observations
3.1. APEX: PI230 observations

In September 2018, we performed observations with the PI1230
receiver which is installed on the APEX telescope (Giisten et al.
2006). The two bands of P1230, each with ~8 GHz bandwidth,
were tuned to a frequency to cover 213.7-221.4 GHz and 229.5—
237.2 GHz such that the >?CO(2-1), *CO(2-1), C'¥0(2-1) and
SiO(5-4) lines, respectively at 230.538, 220.399, 219.560 and
217.105 GHz, were observed simultaneously. The observations
with PI230 were performed in the on-the-fly mode, creating two
maps in all these lines with a size of 600”x 100”. These two
maps cover the Musca filament crest and its nearby strands in
two different regions, see Fig. 2. The northern map of the two
is located towards a region that has a filamentary shape and the
strands to the east, while the southern map is located in a region
that shows signs of fragmentation with strands to the west. The
OFF position used for the observations is located at a(00) =
12h41m38s; Op000) = —71°11’00”, identical to the OFF posi-
tion used for the observations presented in Hacar et al. (2016).
This OFF position was checked using another OFF position that
is located further away from the Musca filament, at @000 =
12h42m215; O000) = —72°27'31"”, which was selected based on
Planck maps. We found no contamination for any of the lines,
for example, for 2CO(2-1) the baseline rms was 2.8 x 1072 K.

The spectral resolution of these observations is
~0.08 km s~', which resolves the velocity-coherent fila-
ment crest component with o ~0.15 km s~! presented in Hacar
et al. (2016). The spatial resolution of the observations is ~28”,
and inside a velocity interval of 0.1 km s~!, the typical rms
is ~0.07 K. The main beam efficiency is 7y, = 0.68', and
the forward efficiency used is 0.95. The data reduction was
performed using the CLASS software?.

3.2. APEX: FLASH' observations

With FLASH* (Klein et al. 2014) on the APEX telescope, the
12C0O(3-2), 12CO(4-3) and '3CO(3-2) lines at 345.796, 461.041
and 330.588 GHz, respectively were observed simultaneously.
FLASH™ consists out of two receivers that can observe simulta-
neously: FLASH345 and FLASH460. Both receivers have two
bands with a 4 GHz bandwidth. FLASH345 can observe in the
268-374 GHz range, while FLASH460 can observe in the 374—
516 GHz range. These observations were performed towards
the northern and southern map. Towards the northern area, the
FLASH* observations make a map of 500”x 100" that covers
an area including the filament crest and the eastern strands, and
in the southern area the FLASH* map only covers an area of
120”x 100” which is centered on the filament crest. The

I http://www.apex-telescope.org/telescope/efficiency/
2 http://www.iram.fr/IRAMFR/GILDAS

observations towards the southern map were performed in a
setup that did not cover the '3CO(3-2) line. As a result this
line is only available for the northern map. These observations
with FLASH* were spread over 3 observing periods: July 2017
(P100), from May to June 2018 (P101) and September 2018
(P102). All observations experienced certain complications
requiring specific attention. The P100 '2CO(3-2) observations
have some contamination from the used OFF position (at
@(2000) = 12h24m055; 6(2()()()) = —71023/45”). For 12CO(3—2)
a correction for the contamination from the OFF position
was carried out by fitting a gaussian to the contamination
in the OFF position and adding it to all spectra observed
with this OFF position. This gaussian has T = 1.17 K, v =
3.05km s™! and a FWHM = 0.418 km s~!. For the '2CO(4-3)
observations, no contamination was found in this OFF posi-
tion at a baseline rms of 0.09 K within 0.1 km s~!. In P101,
both the observations with FLASH345 and the FLASH460
instruments were shifted by respectively —230 and 490 kHz
(F. Wyrowski, priv. comm.). In P102, the shift for the FLASH345
observations was solved, however the FLASH460 observations
still had the same shift of 490 kHz (F. Wyrowski, priv. comm.).
A correction was performed for these frequency shifts. The OFF
position used in P10l and P102 is at @0 = 12P25m15% and
620000 = —71°15"21”, which is free of 12CO(3-2) emission with
a baseline rms of T, = 0.04 K within 0.06 km s™'.

The observations with FLASH345 have a spectral reso-
lution of 0.033 km s~! and an angular resolution of ~18”.
The FLASH460 observations have a spectral resolution of
0.05 km s™! and an angular resolution of ~14”. For further
analysis, all the observations (both with PI230 and FLASH™")
were sampled at the same spectral resolution of 0.1 km s~!
since this is sufficient for Musca while it reduces the rms of
CO(@4-3) to ~0.2 K and ~0.5 K for the northern and southern
map, respectively. This difference in data quality is due to
different weather conditions with the water vapour varying
between pwv = 0.4 and pwv = 1.0. Generally speaking, the
observations for the northern map were carried out under better
weather conditions. The main beam efficiencies® used for the
FLASH345 and FLASH460 observations are 7y, = 0.65 and
mo = 0.49, respectively. The results from the '>?CO(3-2) and
2CO(4-3) transitions are presented in the companion paper
(Bonne et al. 2020, hereafter Paper II), while the '3CO(3-2)
data will be discussed in this article.

3.3. NANTEN2: 2CO(1-0) in Musca

To obtain a more general view of the Musca cloud, we use
12C0O(1-0) observations of the Musca cloud with the NANTEN2
telescope at Pampa la Bola in the Atacama desert. These obser-
vations were carried out with the single-beam SIS receiver on the
telescope, developed by Nagoya University, with a 1 GHz band-
width and a spectral resolution of 0.16 km s~! at 115 GHz. The
observations made several 30" OTF maps, resulting in a full map
size of 9 square degrees (7.3 pc X 7.3 pc at a distance of 140 pc)
with an rms noise of 0.45 K within the spectral resolution of
0.16 km s~!. This large map covers the Musca filament as well
as the extended ambient cloud. The region of the Musca cloud
covered by the NANTEN2 observations is indicated in Fig. 2.
The main beam temperature scale was calibrated with Orion KL
to be 52.6 K, such that the observations are consistent with the
intensity of the CfA 1.2m telescope. The data was reduced with
a linear baseline fit to the emission-free part of the spectrum.

3 http://www.apex-telescope.org/telescope/efficiency/
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Fig. 6. Top: '3CO(2-1) (in white) and C'*O(2-1) (in black) spectra overlayed on the Herschel column density map of Musca (Cox et al. 2016) for
the northern position. The offset is centred on: @(000) = 122858 and 0000 = —71°16’55”, and 100" corresponds to ~0.07 pc at a distance of
140 pc. C'¥0 emission is only detected at the crest (green-yellow-red), while '3CO can be used to trace the strands (blue) as well. Bottom right:
several 3CO(2-1) spectra are displayed that were extracted at the indicated positions in the map above. This shows that '*CO has two components
towards the filament crest. Bottom left: same for C'30(2-1), demonstrating it is only detected towards the filament crest.

3.4. Herschel and extinction maps

The column density and dust temperature profile close to the
filament are provided by data from the Herschel Gould Belt Sur-
vey (HGBS)* (André et al. 2010; Cox et al. 2016). For a more
extended view on the mass distribution in the Musca cloud, we
derived an extinction map of the region using the code A,Map
(Schneider et al. 2011) which measures the average reddening
of background stars in the 2MASS catalogue. The map was
smoothed to a resolution of 5" in order to improve the quality of
the extinction map. In Fig. 2 the high resolution Herschel column
density map (18.2””) is embedded in the extinction map. In order
to combine the Herschel and large scale extinction data, a linear
relation between the Herschel column density and extinction was
fitted. A conversion Ny, = 0.83 + 0.02 x 10?! A, gave the best fit,
which allowed to convert extinction to column density based on
the information in the Herschel map. This conversion factor from
extinction to column density for Musca is close to the canonical
values reported for large samples in the galaxy (e.g. Bohlin et al.
1978; Giiver & Ozel 2009; Rachford et al. 2009).

4. Results

In this section, the first results from the CO(2-1) isotopologues
are presented. The emission from these isotopologues in the
northern and southern APEX map is presented in Figs. 6 and 7,
while the average spectra towards the filament crest are presented
in Fig. 8. The observations will be presented step by step, starting

4 http://gouldbelt-herschel.cea.fr/archives
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with C!80, followed by 13CO and in the end '2CO, because it can
be observed in the before mentioned figures that the spectra show
increasing complexity from C'30 to '>CO.

4.1. C'80 emission from the filament crest

Figures 6 and 7 show the '3CO(2-1) and C'80(2-1) spectra of
the northern and southern map overlaid on the Herschel col-
umn density. In both maps, C'80(2-1) is only detected at the
crest of the Musca filament within a physical size of 0.1-0.15 pc,
and the brightness of C'30(2-1) quickly decreases when mov-
ing towards the strands around the filament crest. It suggests that
C'80 is tracing only the highest column density regions of the
filament (typically Ny, >3 x 10*! cm™).

Inspecting the spectra in both maps, we confirm that the fil-
ament crest has a single velocity component with a transonic
linewidth of 0.15 km s, going up to 0.2 km s, as reported in
Hacar et al. (2016). However, it should be noted that Fig. 8 shows
that the C'80 emission in the southern map has a pronounced
shoulder which might be the result of a second velocity compo-
nent. Additionally, we note a slight and continuous shift of the
central velocity across the crest. To further investigate this veloc-
ity structure, a gaussian line profile was fitted to the C'30(2-1)
spectra above the 30~ noise rms. The velocity field obtained from
the fitting is presented in Figs. 9 and 10. These figures demon-
strate organised velocity fields across the crest in both maps with
a typical velocity interval of ~0.2 km s~!, which is similar to
the spectral linewidth, suggesting a part of the linewidth might
be due to these gradients. The velocity gradients were calculated
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2CO(2-1), 3CO(2-1) and C'*O(2-1) emission at the indicated white
spectral resolution (0.1 km s™'). This indicates that in '>?CO(2-1) there

positions (a, b, ¢) in the map above with the same beam size (28") and
is an extra blueshifted component that is barely detected in *CO(2-1). It

also shows that C'®0(2-1) is not detected away from the filament crest with this data.

using the nearest neighbour values for every pixel. They have a
magnitude of 1.6 and 2.4 km s~! pc™! and an angle of 77° and
45° compared to the local orientation of the filament crest for the
northern and southern map, respectively. One should note that
the southern map covers a part of the filament that is fragmenting
which might have an impact on the observed velocity gradient
(e.g Hacar & Tafalla 2011; Williams et al. 2018; Arzoumanian
et al. 2018). We also find that the central velocity at the crest is
~3.5km s~ in the north and around 3.0-3.1 km s~! in the south.

Since the velocity gradient is in the opposite direction in the
south compared to the north, see Fig. 10, this does not lead to a
straightforward analysis of the entire Musca filament crest as a
simple rotating filament which is theoretically studied in Recchi
et al. (2014).

4.2. 3CO emission from the strands

In contrast to C!30(2-1), the emission of *CO(2-1) is not
confined to the filament crest alone, but is also high towards the
strands of Musca, see Figs. 6, 7 and 11. At the locations where
the strands are not bright in the Herschel dust column density

map, the '>CO emission also strongly decreases, see Figs. 7
and 11.

Inspecting the '*CO(2-1) spectra of both maps in more
detail, a component at the same velocity as the filament crest can
be found, as well as a slightly blueshifted shoulder at v, ~ 3.1
km s~! in the northern map and Vi, ~2.7-2.8 km s™! in the
southern map, see Fig. 8. The velocity component related to the
filament crest disappears when moving away from the filament
crest, while the emission from the shoulder remains present over
the strands, see e.g. Figs. 6 and 11. This implies that the observed
shoulder comes from slightly more blueshifted emission related
to the strands. From this moment on, when talking about the
shoulder we thus implicitly talk about the strands and vice versa.

The velocity field of C'80(2-1) demonstrated internal
motion in the filament crest. The '3CO(2-1) spectra provide
more information, namely that there are two velocity compo-
nents: one related to the filament crest and a second component
related to the strands.

At this point, we have presented the blueshifted shoulder
that correlates well with the Herschel strands in both maps.
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Fig. 8. Top: averaged CO(2-1) isotopologue spectra and the '3CO(3—
2) spectrum observed towards the filament crest (Ny, > 3 x10*! cm™2)
in the northern map, showing the presence of the three components.
Bottom: same for the crest of the southern map.

This indicates that the strands around the filament crest are
blueshifted compared to the filament crest. When inspecting the
13CO(2-1) channel maps of the southern map in Fig. 11 in more
detail, one finds that east of the filament crest there is some weak
13CO(2-1) emission (Tyyp < 1 K) away from the filament crest at
more or less the same velocity as the filament crest, see Figs. 7
and 11. This emission suggests that at some locations there is
also a small amount of “redshifted” gas near the filament crest
that is roughly at the same velocity along the line of sight as the
filament crest itself.

4.3. 2CO: Blueshifted emission

Inspecting the APEX '2CO(2-1) spectra, another velocity
component shows up with little corresponding emission in
13CO(2-1), see e.g. Figs. 7 and 8. This new velocity component,
which is even more blueshifted than the shoulder, is observed
both in the northern and southern map and also at the locations
where the strands disappear (in the Herschel column density
map), see Fig. 7. This suggests, as ?*CO(2—1) is only marginally
detected at this velocity, that there is low column density gas
present around the Musca filament with blueshifted velocities
along the line of sight of 2.7 km s~! in the north and 2.5 km s~!
in the south, see Fig. 8. We refer to it as “the blueshifted
component” from now on.

These observations of the CO isotopologues thus indicate
that the Musca cloud has two more velocity components on
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Fig. 10. Line-of sight velocity across the filament derived from C'*O(2—
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crest center. The horizontal dashed lines indicate the velocity at the cen-
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maps.

top of the already established velocity-coherent filament crest:
the shoulder (detected in '3CO) and the blueshifted velocity
component (detected in '>CO). These different velocities can
also be seen as a continuous velocity structure from large scale
blueshifted gas to the small scale crest which corresponds to
the reddest CO emission of the region. This generally indicates
that the kinematics in the Musca cloud is more complex than



L. Bonne et al.: Formation of the Musca filament: evidence for asymmetries in the accretion flow due to a cloud—cloud collision

mtgnsny (Kg

12%25750" 25%00" 24730"

RA(2000)

Fig. 11. Top: channel maps of the APEX *CO(2-1) observations in
the northern map. The contours indicate the Herschel column densities
Ny, =2x10%',3.5x 10*" and 5 x 10*' cm™. The velocity of the channel
is indicated in red at the upper left corner of every channel. It can be
seen that the velocities of the blueshifted shoulder trace the strands.
Bottom: same for the southern map.

the single velocity component of the filament crest (Kainulainen
et al. 2016; Hacar et al. 2016), and that large scale kinematics
might play an important role in the filament formation and cloud
evolution.

4.4. NANTEN2 2CO(1-0) data

The '>CO(1-0) mapping performed by the NANTEN2 telescope
provides a view on the large scale kinematics of the Musca fil-
ament and the ambient cloud. Figure 12 presents channel maps
of this data set, which shows that the brightest '?CO(1-0) gas is
located at the crest and strands defined by the Herschel data.

In the channel maps with v < 2.7 km s~!, there is also
emission observed outside the filament contours. This is con-
firmed with the velocity field obtained from the NANTEN2
data in Fig. 13, which demonstrates that the blueshifted com-
ponent traces a more diffuse and extended ambient cloud that is
observed in dust continuum emission with Herschel and in the
extinction map. At velocities between 2.7 and 4 km s~!, corre-
sponding to the velocity of the shoulder and crest, the emission
is nicely constrained to the filament seen by Herschel as was
already inferred from the APEX data, see Fig. 12.

The NANTEN?2 observations confirm that the large scale,
surrounding gas of the Musca filament is mostly blueshifted. It
also confirms that smaller scale blueshifted strands can be found
at both sides of the filament crest, as was already suggested from
the APEX data. This indicates that there are local changes in
the position of these blueshifted strands compared to the crest.
The column density profile perpendicular to the filament crest in
Fig. 14 also shows that the filament crest, both in the south and
north, is not located at the center of the strands. It even shows
that the crest has a direct border with the more diffuse ambi-
ent cloud at some locations, which results in locally asymmetric
column density profiles.

Furthermore, NANTEN?2 data shows that there is virtually
no CO emission in the whole Musca region that is redshifted
compared to the crest at 3.0-3.5 km s~!. This confirms the ten-
dency already noted at small scales with the APEX data in the
two maps. In conclusion, the Musca filament and its possible
gas reservoir have an interesting asymmetric distribution both
spatially (crest concentrated in the west/north-west direction)
and kinematically (redshifted crest and strands compared to the
blueshifted large-scale ambient cloud).

4.5. Orientation of the velocity gradient and the magnetic field

An organised velocity gradient over the Musca filament crest was
reported in Sect. 4.1 from C'30 observations. Here, the orienta-
tion of this velocity gradient is compared to the orientation of
the local magnetic field. For the entire Musca filament, the mag-
netic field is nearly perpendicular to the filament crest (Pereyra
& Magalhdes 2004; Planck Collaboration Int. XIII 2016), with a
typical angle between the filament crest and the magnetic field
of 80° (Cox et al. 2016).

In order to further investigate a possible link between the
plane of the sky magnetic field orientation and the velocity gra-
dient in the filament crest, the magnetic field was constructed
from the Planck 353 GHz data (Planck Collaboration I 2016).
To reduce the noise in the magnetic field map, the I, Q and
U maps were smoothed to a resolution of 10" (or 0.4 pc for
Musca at 140 pc) (Planck Collaboration Int. XXXV 2016; Planck
Collaboration Int. XIII 2016). The orientation of the magnetic
field was then calculated in the IAU convention using the for-
mulas presented in Planck Collaboration Int. XXXV (2016) and
Planck Collaboration Int. XIII (2016). In the area covered by
the C'30 velocity maps, the magnetic field orientation (Planck
Collaboration Int. XIII 2016) and the average velocity gradient
were compared in Fig. 9, showing no clear correlation. In the
northern map, the angle between the magnetic field orientation
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Fig. 12. Integrated intensity of NANTEN2 data over velocity intervals of 0.3 km s™'. The black contours at Ny, = 5 x 10?! cm=2 from the Herschel
data indicate the center of the filemant crest. These black contours are best visible at velocities between 2.7 and 3.6 km s~' when there is '2CO(1-0)
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some extended emission east of the Musca filament and that the filament crest is not at the middle of the area containing the strands.

and the average velocity gradient is 28°. In the southern map the
angle is 54°. A word of caution on this comparison: the velocity
gradient is located over the filament crest, while the resolution of
the Planck magnetic field orientation is significantly larger than
the ~0.1 pc size of the filament crest. It does however show that
the velocity gradient over the filament crest has a significant off-
set compared to the large scale organised magnetic field in its
close surroundings.

5. Line radiative transfer analysis
5.1. Density in Musca from radiative transfer of CO

With the non-LTE line radiative transfer code RADEX (van der
Tak et al. 2007), which uses the LAMBDA database (Schoier
et al. 2005), we investigate whether the CO isotopologue data can
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provide a consistent picture for the 3D geometry of the Musca fil-
ament. To do this, we begin with estimating the density profile
across the Musca filament. In Fig. 15 it is shown that we can esti-
mate the density with RADEX using the 3CO(3-2)/3CO(2-1)
brightness ratio, after smoothing '3CO(3-2) to the same resolu-
tion of 1*CO(2-1) (here 28"), because this ratio strongly depends
on the density. In particular between 102 and 5 x 10* cm ™3, which
covers the wide range of proposed densities at the Musca crest
(Kainulainen et al. 2016; Tritsis & Tassis 2018), the ratio strongly
depends on the density. We focus on the northern map since we
only have 3CO(3-2) and '3CO(2-1) data for this location, which
has a Herschel column density up to Ny, ~6x 10*! cm™2, see
Fig. 14.

In principle the line ratio does not depend on the abundance
of 13CO, but since both '3CO lines become optically thick at the
crest this is not completely true. However, in Appendix B it is
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demonstrated that the varying optical depth related to the column
density or abundance variations is not the main uncertainty for
the 3CO(3-2)/'3CO(2-1) ratio.

To construct the density profile, a RADEX grid of the *CO
brightness temperature ratio was created with 40 points on a
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Fig. 15. Evolution of the '3CO(3-2)/"*CO(2-1) brightness temperature
ratio as a function of density for realistic temperatures of the Musca
filament. The dotted curves are the functions fitted through the RADEX
results to invert the observed ratio in Musca to a density. The horizontal
lines indicate the average observed ratios for the strand and the crest in
the northern map.

log scale between ny, = 10% and 103 cm™ for three different
kinetic temperatures: 10, 13, and 16 K. This covers the range
of Herschel dust temperatures as well as kinetic gas tempera-
tures put forward for Musca by Machaieie et al. (2017). The
full width at half maximum (FWHM) and column density for
13CO that are used in the RADEX calculations are 0.7 km s~
and Nico = 1.1x10'® cm™2, respectively, which is obtained
from Ny, = 6x 102" cm™2 using [H,]/[°CO] = 5.7 x 10° (from
[H,)/['*CO] ~ 10* and ["*COJ/[*CO]~57 Langer & Penzias
1990). The calculated opacities by RADEX for these models
vary between 3 and 6 for 3CO(2-1) and 1 to 3 for *CO(3-2),
which fits with the estimated opacities in Hacar et al. (2016).

To invert the observed ratios with APEX to a density profile,
we work with the Herschel temperature profile in Fig. 14. The
resulting density profile for the Musca filament is presented in
Fig. 16.

This density profile predicts ny, =6.5 + 1.9 x 10° cm™ at the
filament crest that drops to ng, ~ 1-3 x 10* cm™ for the strands,
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Fig. 16. Density profile and its standard deviation obtained from the
3CO(3-2)/"3CO(2-1) ratio as a function of the distance from the fil-
ament crest for the northern map (in red). The vertical dashed lines
indicate the extent of the filament crest. It should be noted that the
Herschel temperature is too high for the filament crest such that the
density will be slightly higher than the values shown in this figure, see
Fig. 15. The dotted black line describes the Plummer density profile for
the Musca filament as derived from the column density profile using
Eq. (1) in Arzoumanian et al. (2011). This density profile fits with den-
sity predictions at the filament crest, but towards the strands the density
is significantly higher than predicted from the Plummer profile. The
Herschel column density profile, in blue, is plotted on the axis on the
right. When comparing the density profile with the column density pro-
file, one should take into account the different scales of the left and right
axes.

see Fig. 16. However, for the interior of the filament crest the
13 K temperature is certainly overestimated. It was shown by
Nielbock et al. (2012) and Roy et al. (2014) that the temperature
in the dense interior of different clouds is at least 3 K lower than
the Herschel dust temperature on the sky. Using a temperature
of 10 K, which is actually also suggested by the LTE study of
13C0O(1-0) and C'#0(1-0) by Machaieie et al. (2017) for the fil-
ament crest, one gets a more probable typical density in the crest
of ng, = 1.3 + 0.4 x 10* cm™.

Combining the obtained densities with the Herschel column
densities, one can estimate the size of the dense gas along the
line of sight as a function of the distance from the filament
crest. This is shown in Fig. 17, demonstrating a typical size of
0.2-0.5 pc for the strands and a size of ~0.25 pc at the filament
crest for the overestimated temperature of 13 K. For the most
probable 10 K temperature of the crest, we get a size of ~0.1 pc
for the crest. We thus get for both the filament crest and strands
that their characteristic sizes along the lines of sight are roughly
the same as their sizes in the plane of the sky, which implies a
cylindrical geometry.

The density profile from the '3CO(3-2)/'*CO(2-1) bright-
ness ratio, is compared in Fig. 16 with the predicted density
profile from fitting a Plummer profile to the filament crest in
the northern APEX map (Cox et al. 2016). This shows that a
Plummer profile provides an acceptable fit for the filament crest.
In the strands we find that the density estimate from '3CO(3-
2)/'3CO(2-1) is significantly higher than the density predicted
by the Plummer profile, similar to what is observed for the col-
umn density in Fig. 14. This suggests that the strands consist of
denser gas than the surroundings, and it reinforces our earlier
proposal that the strands are additional components on the top
of the density (presumably plummer-like) profile of the filament
crest.

We also verified the overall consistency of the obtained
density results for the filament crest and strands by studying
the observed brightness of the CO isotopologues, see Table 1.
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Fig. 17. Estimated characteristic size for the observed '*CO emission
in the line of sight as a function of the distance (r) from the center of
the filament crest. The characteristic size is estimated combining the
Herschel column density with the *CO(3-2)/'*CO(2-1) density esti-
mate using the Herschel dust temperature (red) and a temperature of
10 K (blue). The horizontal lines indicate the characteristic sizes in the
plane of the sky (POS) of the strands and the filament crest.

For the filament crest, we find that ny, = 10* cm™ and Ty =
10 K reproduce the observed CO isotopologue brightnesses, even
when taking into account a 30% uncertainty of the CO abun-
dance as is shown in Table 1. For the strands, we reproduce the
observed CO brightness with ny, = 10°-3x10°cm™ and Ty =
15-18 K, however it is not possible to reproduce the C'80 bright-
ness of the strands with typical [3COJ/[C'®0] ratios around 10.
This will be addressed in more detail in the next section.

These results suggest that the kinetic temperature of the
strands and the filament crest are similar to the Herschel dust
temperature. Generally speaking it is found that T4, < T (e.g.
Goldsmith 2001; Merello et al. 2019), but in the dense interior
of the Musca cloud Tg,s & T can be expected (e.g. Goldsmith
2001; Galli et al. 2002; Ivlev et al. 2019). In the simulations
by Seifried & Walch (2016), the dust is not yet fully coupled
to the gas at the predicted densities inside the filament crest
(np, ~ 10* cm™3), but in these simulations the dust temperature
reaches values below 10 K.

5.2. C'80 abundance drop in the strands

Studying the CO isotopologue emission in the strands, a strong
variation of the ['3CO]/[C'® O] abundance ratio is observed. As
already noted, the C'®O(2-1) emission, with a typical rms of
~0.07 K, rapidly decreases in the strands until it is no longer
clearly detected for a single beam in the strands. When studying
the data in bins of 0.03 pc as a function of the distance from the
center of the filament crest, we always obtain a >30 detection
of C'80(2-1). This then allows to follow the rapid continuous
increase of ['*COJ/[C'®0] in Fig. 18 as a function of the dis-
tance from the filament crest, showing that the ratio varies by an
order of magnitude over less than 0.2 pc. Figure 18 displays the
evolution of the integrated line brightness ratio as a function of
the distance, which is a decent proxy for the ['*CO/[C!80] ratio
because of the very similar excitation conditions for both lines.
This strong increase of the ['3COJ/[C'®0] ratio agrees with a
weak C'80(2-1) detection at the velocity of the strands with a
brightness of ~0.08 K when smoothing over the area covered by
the strands, while the brightness of '3CO(2-1) in the strands is
still ~2.5 K, see Table 1.
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Table 1. Results of several RADEX calculations for the filament crest using a FWHM of 0.5 km s~!, and with varying column densities, tempera-
tures and [H,]/['*CO] abundance ratios (top); RADEX calculations for the strands with varying abundances for '>CO and C'®0. The [H,]/['*CO]
abundance ratio is varied up to a factor 3, supported by theoretical models, and the ['3CO]/[C'#0] abundance ratio is varied to obtain results
consistent with the observations (bottom).

Crest Ny, (cm™) Tyin (K) np, (cm™) [HJ/[PCO] [PCOV/[CBO] Ticop-1) K) Tiucop-2) K) Tesop-1) (K)
Observed values 4.2 2.1 1.6
4% 10% 10 10* 5.7 % 10° 7.3 4.6 2.1 1.6
6% 102! 10 10* 5.7x10° 7.3 4.9 2.6 2.3
RADEX 6x 10 9 10* 5.7%10° 7.3 4.1 2.0 2.0
4% 10 11 10* 8x 10° 7.3 4.8 22 1.5
4% 10 13 6.5%x10°  5.7x10° 7.3 6.1 3.0 1.9
3 x 10%! 10 10* 5.7%x10° 7.3 4.3 1.8 1.3
Strand Ny, (cm™)  Tiin (K) ng, (cm™) [H)/[*CO] [PCOV[C®O] Tucop-1y (K) Ticog-2 K) Terop-1y (K)
Observed values 2.4 0.8 0.085
102! 15 3% 103 5.7%10° 73 2.8 0.85 0.52
102! 15 2x10° 5.7%10° 73 2.3 0.59 0.42
102! 18 2x10° 5.7x10° 73 2.6 0.8 0.48
102! 15 3x10° 3.8x10° 7.3 3.7 1.2 0.78
RADEX 102! 15 103 3.8x10° 73 2.0 0.44 0.39
102! 15 103 2.9%10° 73 24 0.59 0.52
102! 15 10° 1.9%x10° 7.3 3.0 0.84 0.74
102! 15 3% 103 5.7%10° 40 2.8 0.85 0.10
102! 15 3x 103 5.7x10° 50 2.8 0.85 0.08

Notes. The predictions closely match the observed brightness towards Musca filament crest for ny, = 10* cm™ and Ty = 10 K, in particular when
working with Ny, =4 x 10?' cm~ which is the column density that is associated with filament crest. The presented observed brightness is obtained
from the average spectra at Ny, >3 X 10*! cm2 (top). It demonstrates a high average ['*CO]/[C'*O] abundance ratio (~50) in the strands. The
presented observed brightness is obtained from the average spectra at Ny, <3 X 10?' cm™. The observed brightness towards the strands generally

matches predictions using ny, = 10°-3 x 10° and T = 15-18 K (bottom).
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Fig. 18. Evolution of the 3CO(2-1)/C'*O(2-1) integrated brightness
ratio as a function of distance from the filament crest in the northern
map, showing a rapid increase as a function of the distance. It shows
the average ratio for the values in each distance bin of 0.03 pc with the
uncertainty related to the noise.

It was shown by Zielinsky et al. (2000) that a FUV field
can create a variation of [?CO]/[C!#0] as a function of the col-
umn density due to fractionation (e.g. van Dishoeck & Black
1988). With theoretical studies of gas exposed to a weak FUV-
field (~1 Gy), it was shown that carbon fractionation reactions

can increase the '3CO abundance up to a factor 2-3 and thus
affect the CO isotopologue ratios, specifically at low Ay ~ 1 (e.g.
Visser et al. 2009; Rollig & Ossenkopf 2013; Szfics et al. 2014).
For C'30, the wavelengths of the dissociation lines can pene-
trate deeper into the interior of the molecular cloud because of
its poor self-shielding (e.g. Glassgold et al. 1985). Furthermore,
oxygen fractionation reactions can significantly decrease the
C!30 abundance which can further increase the ['*CO]/[C!30]
ratio. However, to this point, oxygen fractionation reactions have
received little attention (Loison et al. 2019).

The observations of Musca indicate that the weak FUV field
in Musca (<1 Gy: see Paper II) might be able to significantly
suppress the C!#0 abundance in the strands to [°CO}/[C'80] =
40-50 on average, see Table 1. Inside the filament crest we find
[*COJ/[C'80] < 10. Significantly increasing [*COJ/[C'30] at
the crest would drop the brightness of C'30(2-1) below the
observed value. This confirms that the [*CO]/[C'80] abundance
ratio increases by roughly an order of magnitude over a small
physical distance (<0.2 pc in the plane of the sky) when going
from the crest to the strands at lower Ay. In the study by Hacar
et al. (2016) of the filament crest it was already noted that there
were some indications of an increase of ['*CO/[C!80] towards
lower Ay (<3) areas of the filament crest. Including the strands
into the analysis, we now demonstrate that there is indeed a
strong drop of C'80 abundance for low Ay gas in the Musca
cloud. This observation indicates that even a weak FUV field can
have a large impact on the molecular cloud chemistry of CO. The
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formation of the dense filament crest is thus necessary for suffi-
cient shielding such that C'80 can form and implies that C'30 is
not a good column density tracer.

6. Discussion

6.1. A cylindrical geometry for the Musca filament crest and
strands

In Sect. 5, from '3CO line ratios, we derived estimates of the
densities for the emitting CO gas in a section of the Musca fil-
ament to be nyg, = 1-3 and 6—13 x 10°cm™ in the strands
and crest respectively. Using the Herschel total column densities
towards the same directions (crest and strands), and assuming
the standard CO abundance and gas/dust ratio, we then obtained
the typical sizes on the line of sight for the crest and strands:
0.1-0.2 pc for the crest and 0.2—0.5 pc for the strands. This is
very similar to their respective sizes projected on the sky. This
clearly shows that both the strands and the crest are not more
elongated along the line of sight than their transverse size in
the plane of sky. Our CO observations therefore confirm that the
Musca crest and strands correspond more to a filament, that is a
cylindrical structure, than to a sheet seen edge-on as proposed in
Tritsis & Tassis (2018). The 0.1-0.2 pc line of sight size of the
crest is clearly in disagreement with the proposed 6 pc size in
Tritsis & Tassis (2018) to explain the regular pattern of striations
observed in the Musca cloud with MHD waves.

Looking carefully at the Herschel maps in Cox et al. (2016)
we actually see that the striations are not necessary originating
from the crest of the filament as assumed in Tritsis & Tassis
(2018). The striations are indeed seen over an extended region
of ~2 x 4 pc around the crest (see Fig. 2 in Cox et al. 2016), that
we here refer to as the ambient cloud. It could thus come from
some extended, more diffuse gas around the filament.

For the immediate surroundings of the crest seen in our
APEX maps, we also get a density from CO which points to sizes
along the line of sight not larger than ~0.5 pc only. This is still far
from the 6 pc required to explain the striations with the magne-
tohydrodynamic waves. On the other hand our APEX CO study
is limited to only the most nearby regions of the crest, of the
order of ~0.2 pc. At larger scale, the ambient cloud surround-
ing the filament could have a line of sight size up to 6 pc, and
could then host the striation pattern. Using the typical observed
column density of Ny, = 1-3 x 10?! cm™2 in the direction of
the strands, and assuming all this column density could be due
to the surrounding ambient cloud, we would get for a line of
sight length of 6 pc a typical density for this medium as low as
~50-150cm™>. Such low densities might actually not be visible
in CO and may correspond to some surrounding CO dark gas.

In conclusion, our CO observations clearly show that the
densest region (crest and strands) of Musca is mostly a cylindri-
cal filamentary structure. The striations are either not related to
the proposed MHD vibrational modes of Tritsis & Tassis (2018)
or these modes, if they require a depth of 6 pc, have developed
in the extended ambient, probably CO-dark low density medium
(~50-150 cm™3) surrounding the Musca filament.

6.2. Continuous mass accretion on the filament crest in
Musca

The velocity structure of the Musca filament crest, displayed in
Fig. 9 and that of the surrounding strands, traced with '3CO(2—
1), clearly indicates that in both APEX maps velocity gradients
from blue-shifted extended gas to red-shifted dense gas are
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monotonic. These continuous gradients are a hint of slowing
down of the large scale gas reaching the crest, and then point
to accretion.

Interestingly enough these monotonic gradients have an
opposite direction at both observed locations, see Fig. 9, simi-
lar to what was observed for instance in the massive DR21 ridge
(Schneider et al. 2010). In DR21 this behaviour was proposed
to be the result of a global collapse with inflowing subfilaments
driving the velocity gradients.

Studying the location and velocity of the strands in the
observed APEX maps, we found that the strands have changed
side of the filament from our point of view, see Fig. 14, while
at both locations the velocity of the strands are blueshifted, see
e.g. Fig. 11. The blueshifted part of the filament crest velocity
field, traced by C'30(2-1), is always located at the side where
the blueshifted strands connect with the filament crest, which
strongly suggests a link between the velocity gradient over the fil-
ament crest and the immediate surrounding blueshifted strands.
These observations point to a scenario where the strands are
being accreted on the crest. As it is possible that this mass accre-
tion is not exactly fixed on the filament axis, it can also deposit
angular momentum inside the filament which could contribute to
the C'80(2—-1) crest velocity field. This is schematically shown
in Fig. 19.

Velocity gradients perpendicular to filaments have been
found in other clouds as well, e.g.: DR21 (Schneider et al. 2010),
IRDC 18223 (Beuther et al. 2015), Serpens (Dhabal et al. 2018;
Chen et al. 2020) and SDC13 (Williams et al. 2018). In these
studies, the observed velocity gradients have also been found to
be possible indications of mass accretion by the filament from
inflowing lower-density gas. However, the interpretation is often
complicated by e.g. the presence of multiple velocity compo-
nents (e.g Schneider et al. 2010; Beuther et al. 2015; Dhabal et al.
2018). In the southern map of Musca there is a hint of a second
component in C'30, but in the northern map the emission only
shows a single velocity component which experiences the veloc-
ity gradient. This strongly suggests that the velocity gradient in
Musca is indeed a mass accretion signature.

6.3. A potential H 1 cloud—cloud collision scenario to form the
Chamaeleon-Musca complex

We obtain a scenario where the dense Musca filament is con-
tinuously accreting mass from large scale inflow, which fits
with observed indications of filament accretion shocks towards
the Musca filament in Paper II. Here we study the large-scale
kinematics of the Chamaeleon-Musca complex to constrain the
mechanism that drives the continuous mass accretion of the
Musca filament and thus is responsible for the formation of the
Musca filament.

6.3.1. A 50—100 pc coherent cloud complex in CO and H1

The results of the NANTEN CO survey of the Chamaeleon-
Musca region in Mizuno et al. (2001) show the existence of a
well-defined velocity (-1 to 6km s™!) and spatially coherent CO
complex extending over roughly 20° x 24°, i.e. 35—40 pc at 90 pc
to 70—80 pc at 190 pc while the analysis of Gaia data towards the
CO clouds Cha I, II, III and Musca indicates walls of extinction
ranging from 90 to 190 pc along the line of sight. This suggests
that the global CO gas and the well known clouds Cha I, II, III
and Musca are parts of a single complex of size 50 to 100 pc in
projection and along the line of sight.
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Fig. 19. Schematic illustration of the proposed accretion scenario
responsible for the velocity gradient over the crest, possibly also related
to some angular momentum deposition due to an accretion impact
parameter, as seen from above the filament. The blue arrow indicates
the motion of the strands compared to the crest from our point of view
and the black arrows indicate the possible velocity field over the crest
which is responsible for the observed velocity gradient.
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Fig. 20. H1 spectra averaged towards Cha I, Cha II, Cha III, the eastern
region of the Chamaeleon cloud and Musca. The dashed vertical lines
give the '2CO velocities of the dense regions Cha I, Cha II, Cha III and
Musca (Mizuno et al. 2001). This shows that the dense gas traced by
12CO for all regions is redshifted compared to their H1 emission, iden-
tical to what is found for the filament crest of Musca when comparing
12CO and C™0.

To go one step further, we investigated the atomic hydrogen
(Hr1) 21 cm line from the Galactic All Sky Survey (GASS) with
the Parkes telescope (McClure-Griffiths et al. 2009; Kalberla
et al. 2010; Kalberla & Haud 2015) towards the Chamaeleon-
Musca region. The data has a spectral resolution of 0.8 km s
and a spatial resolution of 16’ (~0.65 pc). This does not resolve
CO clouds individually, but we find in Fig. 20 that the H 1 spectra
have central velocities ranging from —2 to 5km s~! for the CO
clouds. In Fig. 21 we show in the upper map the H1integrated
emission between —10 and 10 km s~' with contours of the
Planck brightness at 353 GHz which indicates that there is a
good spatial coincidence between Hr1and extended dust emis-
sion for the Chamaeleon-Musca complex. Fitting a gaussian to

the H1 spectra, we obtain a velocity field which is mapped in the
lower map of Fig. 21. It shows that the whole complex displays
a global velocity gradient from (slightly south) east at —2km s~!
to (slightly north) west at +5km s~! which corresponds well
to a similar '>CO east-west gradient along a filamentary fea-
ture ~15° long (i.e. 37 pc long in projection at 140 pc; Mizuno
et al. 2001) which is also seen in Planck dust emission. We
note that the magnitude of this gradient is similar to what was
found for giant molecular clouds in M33 and M5I, for which
it had been proposed that it would be related to galactic pro-
and retrograde rotational motion (Braine et al. 2018, 2020). The
global velocity field in the Chamaeleon-Musca complex might
thus also be linked to some galactic rotation. However, here
it would then be retrograde motion unlike clouds in M33 and
M51 which are mostly found to be prograde. While the veloc-
ity gradient in H1over the region is roughly identical to that of
CO, the Hi1linewidths of ~5-6 km s™! are slightly larger than
the linewidths in CO (2 to 2.8 km s~! in Mizuno et al. 2001),
as expected if the turbulent motions in Hriare driving the CO
motions as proposed for instance in numerical simulations of
cloud formation by Koyama & Inutsuka (2002).

It is therefore clear that a coherent cloud complex exists con-
necting all known CO clouds of the region (Cha I, II, II and
Musca) as well as a few additional more diffuse CO clouds such
as Cha East and smaller CO clouds discussed for instance in
Mizuno et al. (1998).

6.3.2. Dense gas mostly red-shifted in Chamaeleon/Musca

Studying the CO isotopologues towards Musca, we found that
the dense filament crest, traced by C!8Q, is at redshifted veloc-
ities compared to the molecular ambient cloud traced by >CO
(Sect. 4.4). With H1, it is possible to study the kinematics of
the even lower density and larger scale ambient gas. Inspecting
the average H 1 spectrum towards the Musca cloud in Fig. 20, we
found that the NANTEN?2 2CO emission also appears redshifted
compared to Hrin the same way as C'80 compared to '>CO at
smaller scale in Fig. 8. This demonstrates that denser gas in the
Musca cloud is systematically redshifted from low density, large
scale atomic and molecular gas down to the Musca strands and
filament crest.

In Fig. 21, we plot the individual Hrspectra (in red) of
the Chamaeleon/Musca clouds (Cha I, Cha II, Cha III, Cha
East and Musca) together with their '>?CO velocities reported
in Mizuno et al. (2001) (dashed lines) in comparison with the
globally averaged H1 spectrum (in blue). We see that while the
individual Hrspectra are equally present in the blue and red-
shifted parts of the average H1 spectrum, the CO gas tends to be
mostly in the red-shifted part and is basically always red-shifted
compared to the individual Hrspectra towards each regions.
This suggests that the velocity asymmetry of the dense gas,
being mostly red-shifted, seen towards Musca is a general trend
for the whole Chamaeleon-Musca cloud complex. Combining
this with the identical redshifted asymmetry at small scales for
Musca suggests a dynamical coherence in the complex, i.e. sim-
ilar kinematic asymmetry, from the Hicloud with a size of
~50-100pc down to ~0.1 pc around the Musca filament crest.
This puts forward a scenario where the mass accretion of the
dense (star forming) gas, which was in particular proposed based
on the velocity gradients over the filament crest, in the complex
is directly related to this large scale, and asymmetric H1/CO
kinematics of the full complex.

We conclude that the local kinematic asymmetry observed
towards Musca is observed for the whole complex and
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Fig. 21. Integrated H 1 map (fop) and the velocity field (below) of the Chamaeleon-Musca complex from fitting a single gaussian to the H1 spectra,
with overplotted Planck brightness contours at 353 GHz. The blue contours highlight the dense Chamaeleon molecular clouds and the Musca
filament, while the black and grey contours indicate the more extended continuum emission from Planck. Around the two maps, the average
Hr1spectrum of the full complex and its peak emission (blue) is compared with the local H1 spectrum (red) and velocity of the CO gas (black
dashed line) (Mizuno et al. 2001) from the selected dense region (Cha I, Cha II, Cha III, Cha East and Musca). In the lower right figure, the '>CO

velocity field from the NANTEN?2 data is shown.

individually for each CO cloud of the complex. This suggests that
the region corresponds to a single event of cloud formation. We
argue in the following subsection that a H1 cloud-cloud collision
event can explain the kinematic asymmetry, which can fit with
the observed indications of more than one velocity component
in several H1 spectra.

6.4. Asymmetric inflow guided by the magnetic field in a
H 1 cloud—cloud collision

The asymmetry in velocity between low and high density gas
at all scales is difficult to explain with a classical view of an
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isotropic injection of turbulence at large scales. In this view,
the velocity streams would be on average equally blue and red-
shifted. In contrast, any scenario based on a (H1) cloud—cloud
collision can easily introduce asymmetries if the two clouds
in collision have different initial properties and substructure,
which is actually expected and natural. In the case of a (Hr)
cloud—cloud collision with some primordial density substruc-
ture, numerical simulations show that such a collision is prone
to concentrate the pre-existent structures (e.g. Inoue & Inutsuka
2012; Inoue & Fukui 2013; Inoue et al. 2018; Iwasaki et al. 2019).
This concentration of matter can originate from a locally curved
magnetic field leading to dense structures perpendicular to the
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Fig. 22. Proposed sketch, observed from above the Musca filament, to explain the spatial and kinematic asymmetries of Musca originating from a
H1 cloud—cloud collision event (blue and red dashed arrows) following the Inoue scenario (see panel a, Inoue et al. 2018). The asymmetry between
CO and H1 could be due to the effect of compression of a clump in a cloud—cloud collision. The resulting bent of the magnetic field (blue lines)
drives the gas towards the apex along the magnetic field, leading to a concentration of the mostly blue-shifted but slowed down (i.e. becoming
red-shifted compared to the local mostly blue-shifted H1 gas) CO gas (B driven concentration, panel b). Later on, the self-gravity of the strong
concentration of matter (filament crest) can curve the concentration flows (see panel c) continuing the accretion onto the crest while magnetic field
slowly drifts through the crest. The crest would then be in equilibrium between an asymmetric accretion and the tension of magnetic field. The
progressive slowing down of the accretion flow, observed in the strands, from the bluest gas to the crest velocity could be partly due to magnetic
pressure (the flows get less aligned with the magnetic field as self-gravity starts to take over) and perhaps some contribution from the turbulent
pressure as it gets close to the crest (see Sect. 6.6). Seen from the side, the magnetic field would naturally appear perpendicular to the crest of the

filament as observed.

magnetic field. This would fit with the generally accepted view
that inflows towards the dense filaments are guided by the mag-
netic field (e.g. Banerjee et al. 2009; Soler et al. 2013), possibly
in the form of striations (Palmeirim et al. 2013; Cox et al. 2016).
This (Inoue) mechanism is based on the fact that when a shock
wave impacts a slightly denser structure, the local magnetic field
is bent around the structure and then channels the streams of
gas (through an oblique shock; see Fig. 22a) towards the apex
of the bent which is then rapidly the densest part of the original
structure (Inoue & Fukui 2013; Vaidya et al. 2013).

Interestingly enough such a bent of the magnetic field by a
shock in the Inoue mechanism naturally predicts a spatial and

kinematic asymmetry of the dense structure with the densest
region, the filament crest, being concentrated on the front side of
the original structure. Figure 22 illustrates how such a scenario
could explain the described kinematical asymmetry of Musca as
well as the indicated spatial asymmetry in Sect. 4.4. The Musca
filament/crest would trace this front side of the original structure
which has been concentrated by favoured channelling parallel
to the bent magnetic field (see the sketch in the right panels of
Fig. 22). This dense structure is also the most slowed down gas
by the opposite stream of gas from the red-shifted Hi1cloud (see
panel b of Fig. 22). It would explain why all dense CO struc-
tures in the region appear red-shifted as they would be the most
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Fig. 23. PV diagram as a function of the distance from the center of the
Musca filament for the '>?CO(1-0) emission from the NANTEN?2 data.
The red line follows the velocity with maximal brightness as a func-
tion of the distance from the filament crest. The PV diagram shows the
expected V-shape from the Inoue scenario with respect to the velocity
of the dense filament crest (Hacar et al. 2016) which is at the redshifted
apex of the V-shape.

sensitive to the dragging force of the opposite flow of gas from
the colliding red-shifted Hi1cloud. If globally H1is dominated
by the blue-shifted H1 gas, this would explain the tendency to
have the H1 spectrum slightly blue-shifted compared to the CO
gas of all molecular clouds in the Cha/Musca region. In this sce-
nario the magnetic field would channel the pre-existent mostly
blue-shifted structure and its immediate surroundings, while
slightly slowing down and becoming more red-shifted and there-
fore allowing for more accretion of faster blue-shifted gas from
behind. The orientation of this organised inflow by two inter-
secting sheet-like structures could then explain why most CO
emission is observed east of the filament. This scenario has the
advantage to explain both the spatial and velocity asymmetries,
and to explain the fact that the magnetic field is perpendicular to
the filament/crest.

In particular, this bending of the magnetic field would lead
to an observable signature in the PV diagram of the Musca
cloud. This signature is displayed in Fig. 22 and in Fig. 16 from
Arzoumanian et al. (2018). Specifically, the kinematic signature
consists of a “V-shape” for the inflowing molecular cloud with
the densest gas at the apex of this V-shape. A V-shape in the
PV diagram was reported by Arzoumanian et al. (2018) for a fil-
ament in the Taurus molecular cloud. Figure 23 shows the PV
diagram of the Musca cloud from the NANTEN2 data. This PV
diagram shows exactly such a V-shape, with the C'30 velocity
of the filament crest at the apex of this V-shape.

6.5. Inhomogeneities in the inflow driven by local gravity or
large-scale dynamics

While the Inoue scenario may well explain the observed local
asymmetries towards the Musca filament, the change of direc-
tion for the velocity gradient along the filament discussed in
Sect. 6.2 might be more difficult to explain with this scenario
alone. We note however that numerical simulations such as the
ones presented in Clarke et al. (2017, 2018) reproduce very well
this behaviour (see also simulations presented in Schneider et al.
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Fig. 24. RGB image using '>CO(1-0) synthetic observations (red:
0.5-2 km s™! & blue: -2 to —0.5 km s~') and '3CO(1-0) synthetic
observations (green: —0.5 to 0.5 km s7!) of the simulations in Clarke
et al. (2018). The white contour encloses the region with integrated
C'30(1-0) brightness >1 K km s~!. This shows that close to the fila-
ment the direction of the velocity gradient can change, similar to what
is observed in Musca, as a result of turbulent motions.

2010 to explain similar features in the DR21 filament/ridge).
These simulations consist of a cylindrical converging flow which
produces an accreting dense filament. Turbulence in the flow
leads to inhomogeneities in the accretion and substructures in the
filament with accretion flows which are not always landing on the
filament from the same side of the crest. The simulation includes
hydrodynamics, self-gravity, a weak FUV-field (1.7 Gy), and
heating and cooling coupled with non-equilibrium chemistry.
This allows for the self-consistent formation of CO and thus the
production of synthetic CO observations as shown in Fig. 24,
which present an RGB image from the simulation that high-
lights the locations of the blue- and redshifted mass reservoir
around the dense filament. These synthetic observations indicate
that there is no clearly separated blue- and redshifted mass reser-
voir close to the filament crest, but rather that the location of
the dominant inflowing mass reservoir alternates to each side of
the filament as a consequence of the turbulence in the inflow-
ing mass reservoir (Clarke et al. 2017, Fig. 24). The simulations
demonstrate that in a cylindrical area close to the filament there
can be large local position variations of the converging flows
towards the filament. In Musca this relatively cylindrical area
has a size of the order of 0.4 pc, covering the filament crest and
strands.

We conclude that these inhomogeneities in the inflow can be
expected at least in a non-magnetic case (the above discussed
simulations do not include magnetic field). It is not clear though
what is the main driver of these local variations of the converg-
ing flows in Musca. Including the possible role of magnetic field,
it can either originate purely from the original kinematic fluc-
tuations from large scales, forcing the magnetic field guidance
or could be partly due to self-gravity close to the crest which
could decouple the gas inflow from the guidance of magnetic
field allowing for these variations along the filament.

6.6. A two step scenario: B driven followed by a gravity driven
and B regulated accretion

As shown in the previous section thanks to numerical simula-
tions, self-gravity of the filamentary structure may explain the
changing direction of the velocity gradients along the crest of
the filament. We may then have a situation as shown in panel ¢
of Fig. 22 where there is a transition from the B (magnetic field)
driven concentration to a gravity driven accretion regime close
to the crest. This may correspond to the region of the strands
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where we observe a smooth '3CO velocity gradient from 3.1 to
3.5km s~ and from 2.7 to 3.1 km s~! for the northern and south-
ern APEX maps, respectively. The progressive slowing down of
the blue-shifted gas to the velocity of the crest could then be due
to the need to cross some magnetic field lines to reach the crest.
Indeed, close to the crest where the self-gravity of the crest is
maximal, the magnetic field should slowly drift through the fila-
ment crest in the Inoue scenario (Fig. 22) as it is dragged by the
larger scale pressure from the red-shifted gas. So we would have
a scenario where the gas is accelerated by gravity but slowed
down by magnetic pressure to reach the up-stream crest.

Alternatively in Shimajiri et al. (2019) for the B211/3 fila-
ment in Taurus, gravity was claimed to accelerate gas from large
to small scales, and with a slowing down of velocities close to
the crest being due to a large turbulent pressure (up to an order
of magnitude larger than the thermal pressure). To obtain a fit to
the data, they had to assume that the whole CO linewidth would
represent an effective turbulent pressure. In Musca in the APEX
and NANTEN2 maps we see that the global velocity dispersion
appears to be dominated by bulk motions with velocity gradients,
and not by isotropic turbulence. We easily expect that at higher
spatial resolution an even larger fraction of the linewidth is due
to bulk motions rather than to isotropic turbulence. Also we note
that the velocity dispersion (expressed in o) is much smaller in
Musca compared to B211/3. Instead of 0.9 km s~! for B211/3, we
obtain a maximal o = 0.4-0.5km s~! over the whole region for
Musca in the NANTEN2 '2CO data (e.g. Fig. 13), and even down
to o ~ 0.2km s~! close to the crest in the '*CO APEX data. The
possible deceleration thanks to a possible contribution of the tur-
bulent motions to pressure in the immediate surroundings of the
crest is therefore reduced in Musca compared to B211. Since the
gravitational acceleration in Musca is also reduced (lower mass
filament) it is not possible to firmly reject some effect of the tur-
bulent pressure effect, but we point out here that our scenario
can explain the observed deceleration without heavily relying on
an hypothetical full conversion of CO linewidth into effective
sound speed such as in Shimajiri et al. (2019) for B211/3. Alto-
gether we may actually have a mixture of magnetic and turbulent
pressure to explain the deceleration of the accretion flow onto the
crest.

We finally note that our scenario might also explain the
geometry and velocity field of the B211/3 filament. This filament
shows an asymmetry between the blue- and redshifted sides of
the accretion flow, and also displays a V-like shape in the PV dia-
gram (Shimajiri et al. 2019). The proposed angle of 130° between
the two sheets in Shimajiri et al. (2019) could actually trace the
bent of the magnetic field in the Inoue scenario.

6.7. The physical scale of dominant self-gravity

Here we compare the typical observed relative motions between
the crest and the surrounding gas with the expected self-gravity
velocities to discuss at which scale gravity may be responsible
for the observed relative motions. In Chen et al. (2020) it is pro-
posed to use the non-dimensional parameter C, to differentiate
between gravity-driven mass inflow and other sources of motions
(shock compression in Chen et al. 2020), with C, expressed as

Avﬁ
C,= ———
G M(r)/L

where Auy, is half of the velocity difference over the filament and
M(r)/L the mass per unit length at the distance r from the center
of the crest.

6]

On large scales, the velocity difference between the filament
and the CO gas reaches values of the order of 1 km s~! at both
sides of the filament crest, see Fig. 23. With a mass per unit
length of 15.6 My pc™!' (22.3 My pc™! corrected to d = 140 pc)
for the Musca filament, this corresponds to C, = 15. At the pc
scale, the kinematics are thus not dominated by the self-gravity
of the filament. In other words the actual crossing time is clearly
smaller than the free-fall time from the self-gravity of the fila-
ment. At the 0.4 pc scale of the strands, we still have a velocity
difference of ~0.4km s~! leading to C, = 2.4. This suggests that
self-gravity may start to play a role but is not dominant yet. At the
scale of the filament crest with a velocity difference of 0.2 km s~!
we obtain C, = 1.1. We thus find that gravity may indeed take
over from the large scale motions at sub-pc scales, reinforcing
our proposed scenario in two steps with a B-driven followed by
a gravity driven accretion when matter is reaching the crest of
the filament at sub-pc scale.

When we apply the C, criterion to study the importance of
self-gravity for the B211/3 filament, we similarly found large
values of C, at the pc scale, and at the sub-pc scale close to
the crest that C, could be approaching a value of 1. The veloc-
ities of the large scale flows in B211/3 are found to be typically
2-3 times larger than in Musca at the same distances from the
crest while the M/L value is roughly 3 times larger (54 Mg pc™!).
C, is therefore found to be typically 2-3 times larger in B211/3
at large scales.

6.8. Future star formation in the Musca filament

In this paper we proposed that a large scale colliding H1 flow,
forming the Chamaeleon-Musca complex, could be at the ori-
gin of the proposed mass accretion on the Musca filament crest.
Here, we investigate whether such continuous mass accretion can
eventually lead to star formation in the Musca filament.

In the NANTEN2 data, most molecular gas traced by '2CO
is present in the filament and in a structure east of the filament
which has a relative velocity of —0.5 to —1 km s~! compared to
the velocity of the filament. Using simple assumptions, we now
estimate a time scale for accretion of this gas on the filament.
We assume a projected inflow velocity in the plane of the sky of
0.7 km s~! towards the filament, while the distance perpendic-
ular to the crest of this '2CO emission is generally of the order
of 0.5 to 1 pc. It would thus require roughly 0.7-1.4 Myr for the
nearby ambient cloud within this radius to be accreted on the fil-
ament/strands. Then there are the strands at a velocity of —0.4
to —0.5 km s~! along the line of sight compared to the filament
crest. These strands are present from the edge of the filament
crest up to a distance of ~0.4 pc. At this velocity, the accretion of
these strands on the filament crest would take close to 1 Myr. The
filament crest has a velocity gradient, with a maximal velocity
difference of 0.15-0.2 km s~!. This results in a similar crossing
timescale for the filament crest of 0.7 Myr. However, one should
note that this velocity gradient is not necessarily related to dis-
persion of the filament, and that the increasing role of gravity
will confine the filament such that this timescale is a lower limit.

Similar to Palmeirim et al. (2013) we can estimate the mass
accretion rate per unit length on the filament at R = 0.4 pc. For
this we need a density estimate at R = 0.4 pc. Here we use
the same approach as Palmeirim et al. (2013) by extracting the
density from the fitted Plummer model to the averaged Musca
filament (Cox et al. 2016). This results in a mass accretion esti-
mate of 14 My pc™' Myr~!. With this mass accretion rate it would
roughly take 1 Myr to accrete the amount of mass already present
in the Musca filament. Based on the estimated mass accretion

A27, page 19 of 23



A&A 644, A27 (2020)

rates and time scales, we find that strands can be provided with
sufficient mass from the more extend ambient cloud during the
timescale of their accretion on the filament crest. This allows for
a continuous mass accretion on the Musca filament.

Several theoretical studies have investigated the collapse
timescales of non spherical structures (e.g. Burkert & Hartmann
2004; Toala et al. 2012; Pon et al. 2012; Clarke & Whitworth
2015). To estimate the longitudinal collapse timescale of the
Musca filament, we use the formula from Clarke & Whitworth
(2015):

teon = (0.49 + 0.26A0)(GnH2)_%, 2)

where Ay is the initial aspect ratio, which is 54 using a half length
of 3 pc and a radius of 0.056 pc for Musca (Cox et al. 2016, cor-
rected to d = 140 pc), G is the gravitational constant, and for
ny,, the molecular hydrogen gas density, we use 10* cm=3. This
results in a timescale of 9.2 Myr, which is roughly an order of
magnitude larger than the estimated accretion time scale for the
large scale inflowing mass reservoir. This lifetime for longitudi-
nal collapse is a lower limit because of possible magnetic field
support.

We thus find a scenario where the Musca filament crest is a
long-lived filament because it is a coherent structure with suffi-
cient continuous mass accretion which is driven by the bending
of the magnetic field due to the large scale colliding Hr1 flow
that forms the Chamaeleon-Musca complex. As this provides
a sufficient amount of mass for Musca to become supercritical
before it is dispersed, gravity starts playing a more important
role in further confining the filament. The future continuous
mass accretion, which might be increasingly driven by gravity,
could further increase the density in the filament. This can lead
to further fragmentation of the Musca filament, which has started
in several regions of the filament (Kainulainen et al. 2016), to
form pre-stellar and protostellar cores in a dynamic filamentary
structure.

7. Conclusion

We have presented APEX observations of CO(2-1) isotopo-
logues towards the Musca filament crest and the strands.
This data was complemented with NANTEN2 observations of
12CO(1-0) covering the full Musca cloud. We find that C'#0
traces the filament crest, 1>CO the strands and '2CO the more
diffuse ambient molecular cloud. The main results of this study
can be summarised as follows:

— Gaia star reddening data suggests a distance of 140 pc for
Musca, but we note that there might already be some reddening
at ~100 pc.

— Modelling the CO lines with non-LTE line radiative trans-
fer favours a scenario where Musca crest is a compact filament
with a central density ny, ~ 10* em™ at Tx ~ 10 K, and where
the strands are an independent feature, consisting of dense gas
(with ny, ~ 1033 x 10° cm™3 at Tx ~ 15 K) that is connected to
the filament crest.

— We report a sharp increase of the [13CO)/[C'® 0] abundance
ratio by roughly an order of magnitude over a small distance
(<0.2 pc) at Ay < 3. This occurs in a weak ambient FUV field
(<1 Gy) and indicates C'80 is a limited column density tracer.

— We confirm that the filament crest is a velocity-coherent
structure, and also demonstrate that there are transverse velocity
gradients over the velocity-coherent filament crest with a magni-
tude similar to the transonic linewidth of the filament crest.

A27, page 20 of 23

— The ambient cloud contains a significant amount of
blueshifted gas along the line of sight with respect to the fila-
ment crest, while there is a lack of redshifted gas with respect to
the filament crest.

— We observe a link between the transverse velocity gradient
over the filament crest and the location of the blueshifted strands,
indicating that the strands are accreted on the filament crest and
that the velocity gradient is a signature of this accretion which
possibly also deposits some angular momentum in the crest.

— We find a kinematically coherent asymmetry from the
~50 pc Hicloud down to the Musca filament crest as well as
an asymmetric column density profile for the Musca cloud, indi-
cating that the large scale evolution of the Chamaeleon-Musca
complex is directly related to the formation of the Musca fila-
ment and that the asymmetry contains essential information on
the physical process responsible for dense gas formation in the
region.

— The PV diagram of the Musca cloud traces a V-shape with
the filament crest located at the redshifted apex of this V-shape.

Combining all data, we propose that the Musca filament crest
is a long-lived dynamic filament because it is a coherent struc-
ture that is continuously replenished by inflowing gas. This
mass accretion is driven by the colliding H1 flow that forms the
Chamaeleon-Musca complex and can eventually lead to the for-
mation of protostellar cores embedded in this dynamic filament.
This colliding flow in Chamaeleon-Musca is the result of a mag-
netised low-velocity H1cloud-cloud collision that produces the
observed asymmetric accretion scenario, seen as a V-shape in
the PV diagram, driven by the bending of the magnetic field.
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Appendix A: Distance of the dense
Musca-Chamaeleon clouds
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Fig. A.1. Top: reddening as a function of distance for stars in the area
covered by Cha I. As in Fig. 5, the red points are located at the high
density region of the cloud. This shows that the reddening experiences
a strong jump around 180 pc as was found in Zucker et al. (2019). The
other two vertical lines in the plots indicate a distance of 100 and 140 pc.
Bottom: same for the region Cha II and Cha III together, showing a
reddening jump at 190 pc.

With the recent Gaia DR2 (Gaia Collaboration 2018) data
release, a vast amount of information on nearby stars in the
Galaxy has become available. This makes it possible to estimate
the distance of interstellar clouds by studying the reddening they
cause on background stars of these clouds (e.g. Zucker et al.
2019; Yan et al. 2019). To estimate the distance of Musca, a
region in the sky centered on the Musca filament with a radius
of 80" (~3 pc at a distance of 150 pc) was selected in the Gaia
catalogue, see Fig. 1. In this region, all stars with a calculated
reddening (Andrae et al. 2018) and a distance <250 pc were
selected. This results in a total of 223 stars found that can be
used to estimate the distance of Musca. Because there can be
foreground reddening we only select the stars that are located in
the Planck 353 GHz map above a threshold (Yan et al. 2019).
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Inspecting the Planck map by eye, a threshold of 0.006 K¢mp
was used. The idea behind the method is that the presence of the
Musca cloud should give rise to a jump in reddening at a certain
distance. The plot of the reddening as a function of the distance
shows indication of such a jump at a distance of 140 pc, suggest-
ing the presence of the Musca cloud. However, it can be noted
that there already is reddening for a few stars before 140 pc. This
generally starts at a distance of 90-100 pc and might indicate the
presence of some gas that is more nearby than the Musca fila-
ment/cloud. Note that there generally is significant uncertainty
about the reddening calculated in the Gaia catalogue (Andrae
et al. 2018), such that this reddening effect before 140 pc might
appear larger than it actually is. Figure 5 shows that the nearby
stars (<140 pc) with high reddening are located all over the map.
This could imply that this is not the result of nearby gas concen-
trated in a small region, but that such nearby gas might be present
over a larger area which could be related to the Chamaeleon-
Musca complex. The same approach was used for Cha I, Cha II
and Cha III, suggesting a distance of 180-190 pc, see Fig. A.1,
which is consistent with the results from Zucker et al. (2019).

Appendix B: The '*CO(3-2)/'*CO(2-1) uncertainty

To estimate the average density along the line of sight in the
Musca filament and make an evolution versus distance from the
filament crest, we have studied the ratio of >CO(3-2)/'3CO(2-
1). Here, we check the dependence of the density estimate on the
width of the line and the column density of the line.

To study the impact of a change in width, the same setup as
in Sect. 5.1 was run, but this time with a FWHM of 0.5 km s!
(which is the minimal FWHM over the entire map). To study
the impact of the column density, the setup from Sect. 5.1
was retaken but this time with Ny, = 4x 10*! cm™2 (or 33%
less than the maximal column density used in Sect. 5.1). The
impact of these changes are plotted in Fig. B.1. When one has
a fixed *CO(3-2)/'3CO(2-1) ratio, for a lower column density
this would result in a slightly higher density of the gas. The
opposite is true for the FWHM: when the FWHM is lower for
a fixed 13CO(3-2)/'*CO(2-1) ratio, the density for this ratio will
be slightly lower than for a higher FWHM. When comparing
the variation of the ratio as a function of density for a different
FWHM or column density with the variation related to a differ-
ent temperature in Fig. B.1, it is found that the variation related to
the temperature is larger than the variation related to the FWHM
or column density. Furthermore, the FWHM and column density
values used in Sect. 5.1 are both relatively high for the strands
located around the filament such that for both parameters a lower
value might be more accurate. But the above analysis indicates
that the effect of lowering the FWHM and column density at
the same time might roughly cancel out due to their opposite
impact on the ratio. The estimated densities in the strands might
thus be reasonable as well. This is confirmed when using the
obtained estimates for the density in the strands and filament
from the above model to characterise the gas in these compo-
nents. The intensity of the observed lines towards Musca are
reproduced for temperatures and column densities that can be
expected from Herschel. This provides further confidence that
the density estimates might be relatively good.
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Fig. B.1. Top: impact of a lower column density, namely Ny, =
4% 10%' cm™ (indicated with 1. c.) instead of Ny, = 6 x 10>! cm™2, on
the 3CO(3-2)/'3CO(2-1) ratio as a function the density. Bottom: impact
of a lower FWHM (0.5 km s~! instead of 0.7 km s™') on the *CO(3-
2)/"*CO(2-1) ratios as a function of the density. For both the width and
the column density, their impact is plotted for 3 different temperatures:
10, 13 and 16 K. This shows that the impact of these two variables is
smaller than the uncertainty related to the temperature.
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crest Ny, (cm™2)  Tgin (K) np, (em™3) FWHM (km s—1) Tiscoe—1)  Tiscos=2 Tecisoe—1
RADEX 4.10%7 20 2.10° 0.5 6.2 K 2.7K 1.6 K
observed values 4.2 K 21K 1.6 K

Table 4.2: The predicted brightness by RADEX for CO and C'®0 to test the robustness of the dense
filamentary result, assuming an extreme value of 20 K for the filament crest. These calculations assume
[13CO]/[C'®0] = 7.3 and [Hy]/[**CO] = 5.7x 105, and are compared to the observed values in the Musca
filament. It is found that even an extreme case with T;, = 20 K for the filament crest is still not able
to represent the Musca filamentary structure as a 6 pc sheet that is seen edge-on.

4.2.3 Additional discussion of Paper-MC
The '3CO emission: high densities in the filament crest

In order to test the robustness of our density modelling in the Musca filament, the effects of a varying
column density and FWHM were presented in Paper-MC. For more certainty, we also considered the
extreme case where the kinetic gas temperature would be somehow significantly higher than the Herschel
dust temperature. This scenario could be justified when considering that the filament is in fact a sheet
seen edge-on. In that case, a lower density in combination with a higher kinetic temperature might
still be able to reproduce the observed *CO brightness ratios. Furthermore, in the case of the low
densities predicted by a sheet seen edge-on (ng, < 103 cm™3), the kinetic temperature is expected to
be significantly higher than the dust temperature (e.g. Goldsmith, 2001; Seifried & Walch, 2016). When
considering a kinetic gas temperature of 20 K at the filament crest, a density ng, = 2.940.9-10% cm—3
is predicted by the observed '3CO(3-2)/13CO(2-1) ratio. This density is still a factor 3 higher than the
maximal predicted densities for the 6 pc sheet in Tritsis & Tassis (2018). Furthermore, Tab. 4.2 shows
that the predicted line brightness for this 20 K model is significantly off from the observed brightness.

BCO and C!0 fractionation in a weak FUV-field

Following the brightness of ¥CO(2-1) and C'80(2-1) in the Musca filament crest and strands, a very
sharp evolution of their abundance ratio as a function of the column density was observed. Variations
of the ¥CO/C'80 abundance ratio have been reported in a variety of dense molecular clouds (e.g. Lada
et al., 1994; Shimajiri et al., 2014; Areal et al., 2018, 2019). At the moment, it remains difficult to
quantitatively constrain the origin of this strong variation in Musca, but the possible processes will be
discussed in more detail.

First, we focus on 3CO with the most important fractionation reaction given by (Woods & Willacy,
2009; Rollig & Ossenkopf, 2013; Sziics, Glover & Klessen, 2014)

Bot 4+ 1200 = 20T +13C0 + AE (4.4)

with AE = 35 K. The presence of this fractionation reaction was predicted by Watson, Anicich &
Huntress (1976) and confirmed with laboratory experiments by Smith & Adams (1980). Further calcu-
lations were performed by Langer et al. (1984) and Lohr (1998) to evaluate the reaction rates in more
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detail at different temperatures in the ISM. The reaction rate (k) for Eq. 4.4 is given by

T —0.29
=442 x 10710 ( —— 4.
k x 10 <300I() (4.5)

where the returning reaction rate is reduced by the factor e 2E/T. Another reaction that can play a
role in CO fractionation processes is

H2CO™ + 13CO = H¥CO™ + 2CO + AE (4.6)
with AE = 9 K.

Because AE = 35 K in Eq. 4.4, this results in an increasing '*CO abundance in weakly irradiated
clouds. Observationally, such an abundance increase of x(*CO)/x(}2CO) was reported for diffuse
molecular clouds (Keene et al., 1998; Liszt, 2007). In Rollig & Ossenkopf (2013) this fractionation in
relatively high density gas (ng, ~ 103 - 10° cm™3) was studied for a grid of core masses and FUV
field strengths. When looking into the models with a mass of 1 Mg, displayed in Fig. 4.7, which can
be qualitatively representative for the low-mass Musca filament, it is observed for a weak FUV field
of 1.7 Gy (Draine, 1978) that fractionation can lead to a significant increase of the 3CO abundance
(up to a factor 3-4) even relatively deep into the core. Fig. 4.7 also shows that this requires a rela-
tively low density around ng, = 10% cm ™3, similar to what is found for the strands of the Musca filament.

13CO fractionation most likely plays a role in the observed 2CO/C'80 abundance evolution, but other
processes might play a role as well. This can be noted when studying the evolution of the C**O(2-1)
brightness. From the Herschel data it was observed that the dust column density varies by a factor 3-4
from the filament crest to the strands. Studying the C'¥*O(2-1) brightness with RADEX, it is found
that the decrease of the C'¥O column density is significantly larger. As indicated in Paper-MC and
Tab. 4.3, the observed C'80(2-1) brightness of the filament crest is reproduced for Noisy ~ 9x 10
cm 2. When studying the expected brightness of the strands with a 4 times lower C'®*O column density,
as expected based on Herschel, Tab. 4.3 shows that the predicted brightness by RADEX is a factor 5
higher than observed. This strongly suggests that the C'#0 abundance drops by roughly a factor 5 from
the filament crest to the strands. One way to reduce the C'®O abundance is selective photo-dissociation
(Glassgold, Huggins & Langer, 1985) where UV radiation that dissociates C'80 can penetrate deeper
into the cloud. However, it seems unlikely that the weak embedding FUV field of Musca (< 1 Gg) can
have this effect at Ay = 2-3 in the strands because of the strong FUV field attenuation at increasing
Ay levels. On the other hand, one can look into oxygen fractionation reactions which have been poorly
studied to this point (e.g. Langer et al., 1984; Lyons & Young, 2005; Loison et al., 2019). For a long
time, only one oxygen fractionation reaction has been considered for astronomical studies (Langer et al.,
1984)

HC!OT + C80 = HC®OT + C'°0 + AE (4.7)

with AE = 6 K. Recently, in Loison et al. (2019) several other oxygen fractionation reactions were
studied in the context of the ISM. However, the reaction that is given in Eq. 4.7, is the one related to
C'80. Comparing Eq. 4.7 with Eq. 4.4, shows that the evolution of the *CO and C'¥0O abundance
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| Neso (em™2)  x(Hy)/x(C™®0)  Tpin (K) ng, ecm™® FWHM (kms™') | Tospe_1) (K)

crest 9.10'4 4.4-10° 10 10% 0.5 1.6
strand 2.3-10™ 4.4-108 15 3-103 0.5 0.47
strand 104 107 15 3-10° 0.5 0.21
strand 5-1013 2.107 15 3.10% 0.5 0.11

Table 4.3: The predicted C'80(2-1) temperature brightness with RADEX towards the filament crest
and strands for different C'¥0 column densities (and consequently different Hy/C*®O abundance ratios).
The observed C'80(2-1) brightness with APEX is 1.6 K for the crest and 0.085 K for the strands.

in their fractionation reactions have opposite effects. Whether the fractionation of both molecules
can explain the observed behaviour in Musca remains currently difficult to constrain due to the lim-
ited theoretical studies. Further theoretical studies of these fractionation reactions will be necessary to
quantitatively understand the processes responsible for the observed behaviour in the strands of Musca.

Apart from possible carbon and oxygen fractionation, it should also be taken into account that there
is a large amount of CO-dark molecular hydrogen in the Chamaeleon-Musca complex which dominates
the mass budget up to Ay ~ 0.9 (Planck Collaboration et al., 2015; Liszt, Gerin & Grenier, 2018,
2019). This can fit with the observations in Paper-MS that a significant fraction of carbon in the
Musca ambient cloud is in atomic form. It is thus not unlikely that there is an non-negligible amount
of CO-dark gas in the strands. In that case the expected CO column density drop from the crest to
the strands could be higher than the expected factor 3-4 based on the Herschel dust column density
maps. The presence of possible CO-dark gas in the strands provides uncertainty on the exact amount
of fractionation, but it can not explain the full C!*O(2-1) emission drop without C'®O fractionation.
If there would be no C'®0 fractionation, this would imply that only 20 % of the gas in the strands is
traced by CO isotopologues. This would be extreme for a structure with a typical density ngy, ~ 3-103
cm~3. Furthermore, this would imply that the entire 3CO/C'®O abundance variation is the result of
13CO fractionation, leading to an increase of the ¥CO abundance by a factor 10. This is above any
prediction currently found in the literature (Rollig & Ossenkopf, 2013; Sztics, Glover & Klessen, 2014).

4.2.4 Prospective: The density in the Musca filament with the ALMA Compact
Array

In Paper-MC, a density profile was constructed for the Musca filament crest and the strands with
13C0O(3-2)/13CO(2-1). In order to improve on this study for the filament crest, one would ideally work
with an optically thin tracer of the filament crest. C'¥O transitions would be ideal for this. However,
because the spectral band coverage of the 345 GHz CO isotopologue observations with FLASH+ can
not simultaneously cover 2CO(3-2) and C'80(3-2), this study was not possible with C'¥O up to this
point.

We worked on an ALMA Compact Array (ACA) proposal (PI: D. Arzoumanian) that has been accepted
to map a significant part of the Musca filament crest in C!¥0(2-1) and C'80(1-0), see Fig. 4.8. The
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Figure 4.7: Left: The 2CO/'3CO abundance ratio for a 1 Mg core at a density n = 103 em™3 for
different FUV field strengths x = 1 - 10 (Draine, 1978). For Musca, x = 1 is most applicable. The
radius of the core corresponds to 0.17 pc. This fractionation effect might thus play a role in the
13C0O/C™0 abundance increase in the strands of the Musca filament. Right: The same model with n
= 10° cm ™3, resulting in a radius of 0.038 pc. This indicates that at higher densities, the fractionation
effect is not observed in the weak FUV field of Musca. This figure is adapted from (Rollig & Ossenkopf,
2013).
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Figure 4.8: The Herschel column density map of the central part of the Musca filament (Cox et al.,
2016). The red and green rectangles indicate the regions that will be mapped with the ALMA Compact
Array (ACA) in C'¥0(2-1) and C'80(1-0), respectively. The black rectangle shows the region that was
observed with the polarimetric HAWC™ receiver on SOFIA (PI: J. Soler).

main goal of this proposal is to study the velocity and dust continuum power spectrum at high angular
resolution. However, because the proposed setup covers both C180(2-1) and C'80(1-0), it will not
only be able to study the velocity field in the filament crest, but it will also be possible to study the
density in the filament crest with a method similar to the one presented in Paper-MC. Performing some
preliminary RADEX calculations with C*20, it is found that the C'80(2-1)/C*®0(1-0) temperature
brightness ratio is strongly dependent on the density, see Fig. 4.9. These calculations were performed
with o = 0.15 km s~! (Hacar et al., 2016) and Neusp = 1.2x10'° em ™2, which corresponds to Ny, =
5x10%! cm~2 using [Ha]/[*2CO] = 10* (Tielens, 2010), [*2CO]/[**CO] = 57 (Langer & Penzias, 1990)
and [*CO]/[C'®0] = 7.3 (Wilson & Rood, 1994). Fig. 4.9 shows that the ratio becomes increasingly
dependent on the temperature at high densities (ny, > 10* em~3). However, it is not expected that
the Musca filament crest has a density significantly above ng, = 10* cm™3, and CO molecules also
start to deplete between ng, = 10* and 10° cm™3 (Caselli et al., 1999; Pagani et al., 2005). Lastly, the
temperature in the filament crest is reasonably expected to be of the order of 10 K, which can help to
further constrain the density (e.g. Kainulainen et al., 2016; Hacar et al., 2016; Machaieie et al., 2017).
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Figure 4.9: The predicted C'80(2-1)/C*¥0(1-0) temperature brightness ratio with RADEX as a func-
tion of np, for different temperatures (10 - 16 K). The predictions use Npisg = 1.2x10% ¢cm™2 and o
0.15 km s~ 1.

4.2.5 Prospective: The magnetic field in the Musca filament crest

If indeed the magnetic field guides inflow to the Musca filament, one would expect that the velocity
gradient over the filament crest has a direction that is similar to the magnetic field orientation because it
was proposed that this gradient is a mass accretion signature. However, there is a significant difference
between the large scale magnetic field orientation, observed with the Planck telescope, and the velocity
gradient over the filament crest. This suggests that either the inflow is not perfectly aligned with the
magnetic field orientation or that some reorientation takes place from the ambient cloud to the filament
crest. Indications of such magnetic field reorientation in the dense filament crest and strands towards
Musca were in fact observed with Planck (Planck Collaboration et al., 2016¢). The reorientation of the
magnetic field in the filament can be a projection of the magnetic field bending, it can also occur in the
presence of filament accretion shocks (Lehmann & Wardle, 2016; Fogerty et al., 2017), and it can change
direction as a result of gravitational inflow when entering the filament (Gémez, Vazquez-Semadeni &
Zamora-Avilés, 2018). However, due to the limited resolution of Planck (~ 0.4 pc at 140 pc) it was
not possible to investigate this in more detail. It would thus be interesting to follow the magnetic field
from the ambient cloud down to the filament crest. To do this in detail for the entire Musca filament,
polarimetric sensitivity of future far infrared space telescopes such as SPICA will be required (André
et al., 2019b).

It is however possible to obtain indications on the small-scale behaviour of the magnetic field orien-
tation around the filament crest by combining the APEX velocity field and the Planck magnetic field
orientation with polarimetric observations by the HAWC™ instrument on SOFTA (Harper et al., 2018).
Combining a HAWC™ observation of the filament crest with the Planck magnetic field orientation on
large scales will allow to quantify the magnetic field reorientation towards the densest areas in Musca.
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Comparison of HAWC™ observations with the APEX velocity field, which has the same angular reso-
lution around 30", allows to study the alignment of the velocity field and magnetic field orientation. In
Fig. 4.8 it is shown that a recently observed HAWC™ map (PI: J. D. Soler) overlaps with the APEX
velocity map. This behaviour can thus be studied in the future.

4.3 Prospective: Future observations of cooling lines in the ISM

It was put forward that filament accretion shocks can play an important role in creating cold and dense
star forming gas. It was also found that it is difficult to constrain the role of [OI] in the evolution of the
ISM from the diffuse ISM (n ~ 1 cm™3) to the formation of star forming gas (n > 10* cm™3). In the
following paragraphs, I will discuss some prospects with current and future telescopes to address these
questions based on the here presented results while examining the possibility to study the evolution of
nearby molecular clouds with [CI].

4.3.1 Higher-J CO lines to study low-velocity shocks

In section 4.1.5, it was already pointed out that the nFLASH receiver on the APEX telescope could
be used to observe 2CO(4-3) in order to detect the presence of filament accretion shocks in other
filaments. The search for indications of filament accretion shocks is however not the only study that
can be pursued with the APEX telescope. 2CO(4-3) in combination with lower-J lines (12CO(2-1)
and 12C0O(3-2)) can establish the presence of low-velocity shocks, but it is not possible to significantly
constrain the low-velocity shock properties. This requires the observation of higher-J CO lines (Pon,
Johnstone & Kaufman, 2012), as well as the study of dedicated simulations of low-velocity shock models
for a quantitative comparison.

Based on the RADEX models that manage to reproduce the observed ratios and '2CO(4-3) brightness
in Paper-MS, predictions were made for the expected brightness of higher-J CO lines. The results for
different temperatures are shown in Tab. 4.4, and indicate that the observed brightness of higher-J CO
lines are highly dependent on the temperature as well as the density. Observing multiple transitions can
thus help constraining the temperature and density of the shocked gas layer. It will also allow to make
rotational diagrams (Goldsmith & Langer, 1999), but their interpretation will not be straightforward
because simple rotational diagram analysis by fitting a straight line assumes LTE conditions which is
not applicable for high-J CO lines in Musca.

Comparing low-velocity shock models with observations of higher-J CO lines can constrain other pa-
rameters like the preshock density and the shock velocity. This can unveil information on the accreted
gas from the ambient cloud and provide estimates for the mass accretion rate of the filament. The
telescopes that can observe the required CO lines are described below.

e The APEX telescope
The SEPIA band 9 receiver can observe the >CO(6-5) line, for which a proposal has been submitted
to observe this line towards the Musca filament. The detection of 2CO(6-5) can clearly confirm the
excess emission seen with 2CO(4-3) by comparison with predictions of PDR models, see Fig. 4.10,
and it can provide first constraints on the temperature and density of the shocked gas. Furthermore,
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transition 50 K 75 K 100 K telescope detectable
12C0(4-3) 1.5 K 2.3 K 29K APEX yes
1200(5-4) 0.47 K 0.92 K 1.3 K SOFIA yes
12C0(6-5) 0.11 K 0.30 K 0.51 K APEX yes
2CO(7-6) | 2.4x1072 K 8.8x1072 K 0.18 K CCATp yes
2CO(8-7) | 47x1073 K 2.3x1072 K 5.7x1072 K  SOFIA no

Table 4.4: The predicted brightness with RADEX for high-J CO lines for different kinetic temperatures
of the warm and dense gas layer in Paper-MS. The input for RADEX was: Ni2gp = 9x10'* em=2, ng,
= 7x10% cm™ and FWHM = 0.4 km s~!. The telescope that covers each line is indicated, as well as
the possibility for this telescope to detect the line.

1200(6-5) will be able to trace shock excitation over the full velocity range of CO emission in Musca,
which was not possible for 2CO(4-3) due to opacity effects. With 12CO(4-3), the excess emission was
only established in the most blueshifted velocity component.

e The SOFIA telescope

With the 4GREAT instrument on the SOFIA telescope, the 12CO(5-4) and 2CO(8-7) lines can be
observed simultaneously. '2CO(5-4) will be easily detected, requiring only 5 minutes per single point-
ing. However, the current 4GREAT sensitivity does not allow to detect the extremely weak 2CO(8-7)
emission.

e The CCAT-prime telescope

CCAT-prime is a telescope dedicated to performing surveys that is currently under construction at
an altitude of 5600m at Cerro Chajnantor with expected first light in 2021. The CHAI receiver on
this telescope will be able to simultaneously observe 12C0O(4-3) and 2CO(7-6) with a good sensitivity
(e.g. Schilke, 2018; Simon et al., 2019b). This will allow to make relatively large scale maps towards
several filaments such as Musca to better understand the formation of dense star forming filaments.
Specifically, the CHAI receiver is currently expected to reach an rms of 0.01 K (pwv = 0.36 mm) or
0.02 K (pwv = 0.6 mm) within a spectral bin of 0.2 km s~! over a 1’x1’ map in 1.5 hours.

With this currently estimated sensitivity of the receiver, it was possible to perform some first estimates
of what will be possible with the CCAT-prime telescope. Based on the 2?CO(7-6) predictions in Tab.
4.4 for the shock heated gas in Musca, it will be possible to make maps of 2CO(4-3) and 2CO(7-6)
with Opeam ~ 26" (smoothed to the resolution of 2CO(4-3)) that cover ~ 70 arcmin? in 100 hours.

4.3.2 The [CI] hyperfine transitions with CCAT-prime

The CHAI receiver on CCAT-prime does not only allow simultaneous coverage of the '2CO(4-3) and
12C0(7-6) transitions, but is also planned to be able to simultaneously observe the two [CI] hyperfine
transitions. Namely [CI](1-0) at 492.16 GHz and [CI](2-1) at 809.34 GHz. This has several interesting
applications.
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Figure 4.10: The observed intensities in Musca of 12CO(2-1), 12CO(3-2) and '2CO(4-3) for the shocked
gas emission in the northern (red) and southern (blue) map. The location on the x-axis of each transition
is indicated by its energy level (E,/k). The black curves show the predicted evolution as a function of
the energy level from 2CO(2-1) to 2CO(8-7) by the PDR Toolbox for expected hydrogen densities in
the ambient cloud of the Musca filament. This confirms that there is a significant excess of 2CO(4-3)
emission. The yellow bars indicate the expected line intensity from 2CO(5-4) to 2CO(8-7) for the
shocked gas based on the RADEX models.
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e The ambient cloud with [CI]

As indicated in Paper-MS, it is currently uncertain which density regime in interstellar clouds is traced
by [CI] (Glover et al., 2015; Franeck et al., 2018; Clark et al., 2019). From the observations towards
Musca presented in Paper-MS, it was proposed that [CI] might trace low to relatively high density
(np, ~ 4x10% em™3 up to 10* cm™3). However, this is based on a single spectrum with a relatively
high noise. To perform this analysis properly, large maps are required that cover both the dense fila-
mentary gas and the ambient cloud. This will allow a comparison of the observed integrated intensity
as a function of column density for these large maps with predictions from simulations. Knowledge of
the density regime traced by [CI] will be interesting to better understand the kinematic evolution of
interstellar clouds at different densities. In particular because it might trace gas densities that are not
traced by 2CO and because [CI] is quite generally optically thin (in contrast to 2CO). If [CI] turns
out to trace a significant amount of CO-dark gas, it could also be a good tracer of the total gas budget
in the cloud.

e The FUV field strength with [CI]

When studying the thermodynamic evolution from the diffuse ISM to the dense star forming gas, the
FUV photons originating from massive stars are particularly important since they dominate the heating
of the neutral atomic gas in interstellar clouds (e.g. Tielens & Hollenbach, 1985; Sternberg & Dalgarno,
1989; Hollenbach & Tielens, 1999; Wolfire et al., 2003) and play an important role in the chemical
evolution of the ISM (e.g. Sternberg & Dalgarno, 1995).

To study the impact of a relatively weak FUV field (< 10 Gg) on the evolution of interstellar clouds,
observing both [CI] lines can be interesting. The PDR Toolbox models (Pound & Wolfire, 2008), show
that the [CI](2-1)/[CI}(1-0) temperature brightness ratio is mainly sensitive to the density in a FUV
field stronger than 10 Gg, see Fig. 4.11. However, Fig. 4.11 also shows that in a weak FUV field
the [CI](2-1)/[CI](1-0) temperature brightness ratio is strongly dependent on the FUV field strength.
Studying the [CI](2-1)/[CI](1-0) brightness ratio can thus constrain the FUV field strength in low-mass
star forming clouds such as Musca. Here, the time required to map clouds such as Musca in the [CI]
lines with CCAT-prime will be estimated, knowing that the Musca cloud is an extreme case requiring
sensitive observations on a large area.

e Time estimate for mapping the Musca cloud

With the FUV field upper limit in Musca from [CII] observations with SOFIA and the observed [CI](1-
0) line with APEX it is possible to do some first estimates of what can be expected with CCAT-prime.
As it can be noted from Fig. 4.12, the observed [CI|(1-0) brightness in Musca is lower than the minimal
predicted brightness by the PDR Toolbox. Following the curves from the PDR Toolbox, one can expect
an FUV field strength of the order of 0.1 Gy near the Musca filament. Now looking in Fig. 4.13 at the
predicted intensity evolution for [CI](2-1) by the PDR Toolbox, one can get an idea of their expected
intensity. This figure also shows that only a time of 0.013 to 0.05 h is required to make a resolved 1
arcmin? map of [CI](2-1) with a respective rms of 0.2 K and 0.1 K. This rms of 0.1 K to 0.2 K should
result in a 50 detection of [CI|(2-1) per beam. To map the Musca cloud with an rms of 0.1 K for
[CT](2-1), would require 225 to 450 hours to cover an area of 30'x2.5° and 1°x2.5°, respectively. The
size of these maps is shown in Fig. 4.14, which indicates that the 1°x2.5° map would be preferable as
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Figure 4.11: The [CI]|(2-1)/[CI](1-0) temperature brightness ratios from the PDR Toolbox for different
densities as a function of the FUV field strength. It can be observed that in a strong FUV field the
ratio is mainly dependent on the density, while in a weak FUV field the ratios increasingly depend on
the field strength.

it covers both the filament and the ambient cloud. This is extremely time consuming. However, an rms
of 0.2 K might be sufficient, resulting in a required 100 hours to cover the 1°x2.5° map. Furthermore,
the [CI](2-1) observations with a beam size of ~ 15” will have to be smoothed to the 26” resolution
of the [CI](1-0) line which will further reduce the noise. This necessary spatial smoothing of [CI](2-1)
will further reduce the observing time by a factor 3. It could thus be possible to get a full map of the
Musca cloud in both [CI] lines in roughly 33 hours. It should be noted that Musca is most likely one
of the weakest nearby clouds in [CI], such that CCAT-prime is extremely promising to make significant
advances in the understanding of [CI] in some of the nearby Gould Belt clouds.

4.3.3 SPICA and the Origins Space Telescope

To study the cooling of the ISM in star forming regions, future (far) infrared space telescopes can
make further significant steps. The two currently proposed telescopes are the Space Infrared Telescope
for Cosmology and Astrophysics (SPICA; Roelfsema et al., 2018) and the Origins Space Telescope
(Battersby et al., 2018). At the moment the SPICA telescope is in the most advanced stage, awaiting
final selection by ESA in 2021 in competition with two other telescopes: Theseus and EnVision.

To study the cooling of the ISM, the SAFARI instrument (Roelfsema et al., 2012) has promising
applications thanks to its unprecedented sensitivity in the (far) infrared between 34 and 230 pm. The
grating based spectrometer limits the spectral resolution between R, = 10 000 and R = 2000 depending
on the wavelength, but allows to obtain spectra covering a large wavelength range that contains a vast
range of important cooling lines. This will allow to study the cooling and abundances of the diffuse

115



ny = 5.6-102 cm™3

=

= ny = 310 cm™3?
é — ny =10%cm™3

=]

:g 10! 4 — ny = 1.8-10° cm™?

—— ClI brightness Musca

10° 10! 102 103 104 10° 108
FUV field (Gg)

Figure 4.12: The curves display the predicted [CI](1-0) brightness as a function of the FUV field strength
for different densities that can be found in the Musca cloud. The black horizontal line indicates the
observed [CI] brightness in Musca, indicating an extremely weak FUV field.

£ 1014

:T 1

g — ny = 5.610% cm™3

o ny = 3108 cm—3
— ny =10*em?
— ny =1.810%em3

1 ——— L
1079 —— 50 0.05h CHAI [pwv = 0.6, 1 arcmin?)

——- 50 0.013h CHAI (pwv = 0.6, 1 arcmin?) _|

10° 10! 102 103 104 10° 108
FUV field (Gp)

Figure 4.13: The curves display the predicted [CI](2-1) brightness as a function of the FUV field strength
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levels that can be reached for a 1 arcmin? map within 0.2 km s™! in the specified time with the CHAI
receiver on CCAT-prime.
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Figure 4.14: The size of the 30’ x2.5° map is outlined by the dashed red line on top of the Herschel
column density map (Cox et al., 2016). The size of a 1°x2.5° map is outlined by the full red line.

ISM in great detail with different tracers. These tracers include the here discussed [CII] for cooling in
weakly irradiated clouds and the two [OI] lines to study the dissipation of supersonic kinetic energy by
low-velocity shocks. This could be combined with observations of the Hy line at 17 um covered by the
MIRI receiver on JWST.

Also, the B-BOP polarimetric instrument on SPICA can further investigate the role of the magnetic
field in the formation of dense interstellar filaments. B-BOP will be able to follow the magnetic field
from the ambient cloud into the dense filamentary structures. It can thus provide further information
on the physics of the magnetically driven inflow and the role of filament accretion shocks as it was
proposed that low-velocity shocks can lead to strong magnetic field reorientation (Fogerty et al., 2017).

4.4 Prospective: Quantifying self-similarity in the ISM from singu-
larity exponents

With a variety of studies, it was found that the ISM appears statistically self-similar from large to
relatively small scales (e.g. Falgarone, Phillips & Walker, 1991; Elmegreen & Scalo, 2004; Mac Low &
Klessen, 2004; Hennebelle & Falgarone, 2012). In particular, observed scaling relations that link the
mass and size of a molecular cloud with its linewidth can be explained as a result of such a turbulent
energy cascade (e.g. Larson, 1981). In the ISM, energy can be injected on several scales and cascade
down to smaller scales which creates eddies that mix the gas in the cloud. This injection of energy can
have multiple origins in the ISM: supernovae, extragalactic gas accretion, convergent flows, protostellar
outflows, expanding HII regions,... (e.g. Matzner, 2002; Krumholz, Matzner & McKee, 2006; Vazquez-
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Figure 4.15: The typical concave form of a singularity spectrum.

Semadeni et al., 2007; Heitsch et al., 2008; Klessen & Hennebelle, 2010; Krumholz & Thompson, 2012;
Padoan et al., 2019). It is thus important to further quantify this self-similarity of the ISM with sta-
tistical tools to investigate how it is associated with the physical processes that govern the evolution of
the ISM and lead to the emergence of star forming filaments in the ISM.

The spatial structure of the turbulent ISM has been studied with several statistical tools, including
among others: power spectra (e.g. Scalo, 1987; Miville-Deschénes et al., 2010), Delta-variance (e.g.
Bensch, Stutzki & Ossenkopf, 2001; Ossenkopf & Mac Low, 2002; Ossenkopf, Krips & Stutzki, 2008a,b;
Schneider et al., 2011) and fractal geometry (Stutzki et al., 1998). Another commonly used method
to analyse the turbulent properties of the ISM are the probability density distributions of column den-
sity maps (N-PDFs) (e.g. Kainulainen et al., 2009; Froebrich & Rowles, 2010; Schneider et al., 2013,
2016b; Russeil et al., 2013; Stutz & Kainulainen, 2015), because a large variety of simulations have
addressed the impact of physical processes in the ISM on the observed N-PDFs. In a basic descrip-
tion, isothermal turbulence leads to a log-normal N-PDF, while self-gravity develops a power-law tail
(Vazquez-Semadeni, 1994; Padoan & Nordlund, 1999; Klessen, Heitsch & Mac Low, 2000; Padoan &
Nordlund, 2002; Krumholz & McKee, 2005; Federrath, Klessen & Schmidt, 2008; Federrath et al., 2010;
Kritsuk, Norman & Wagner, 2011). However, processes such as external pressure, radiative heating
or the multiphase ISM can complicate the interpretation of N-PDF's (e.g. Vazquez-Semadeni, Gazol &
Scalo, 2000; Gazol, Vézquez-Semadeni & Kim, 2005; Tremblin et al., 2014).

At small scales, self-similarity can break down when turbulence is dissipated. Several observational in-
dications of this were found (e.g. Falgarone, Hily-Blant & Levrier, 2004; Falgarone, Pety & Hily-Blant,
2009; Schneider et al., 2011; Robitaille, Joncas & Miville-Deschénes, 2014; Robitaille et al., 2019).

In order to better understand the statistical properties of physical processes that govern the evolu-
tion of Musca and other molecular clouds, a collaboration has been developed during this thesis to
analyse Herschel dust continuum observations with a microcanical multifractal approach (Yahia et al.
in prep.). Multifractality is particularly useful to study the ISM since it was developed to quantify
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self-similarity at different scales which is also observed in the ISM (e.g. Chappell & Scalo, 2001; Khalil
et al., 2006; Elia et al., 2018).

Traditionally, multifractal analysis is carried out with a canonical approach which is based on statistical
averages of multiple observations of the same system, so-called ensembles (Arneodo, Bacry & Muzy,
1995). This canonical approach is for example possible with simulations, because a simulation follows
the evolution of the considered system. However, in observations of molecular clouds it is not possi-
ble to create such an ensemble because of the large timescales for molecular cloud evolution (several
Myr). Observational multifractal analysis thus requires a microcanonical approach. Because of this,
the box-counting method has been used for studies of the ISM (Chappell & Scalo, 2001; Elia et al.,
2018). However, the box-counting method is imprecise, for example due to effects related to the sharp
edge of the box (Arneodo, Bacry & Muzy, 1995). The method that will be applied in this project to the
Herschel maps, is based on the evaluation of the individual states in a single observation as described
in Turiel, Pérez-Vicente & Grazzini (2006); Turiel, Yahia & Pérez-Vicente (2007).

It is not the goal here to provide a full description of multifractality and the microcanonical ap-
proach, but rather to give a brief introduction on multifractality and provide a perspective on some
work that is in progress.

In a multifractal system, the behaviour of a signal such as the column density can be described locally
as (x 4 r) - X(x) ~ "™ for lim,_,q, with h the singularity exponent which is also referred to as the
concentration strength in Chappell & Scalo (2001). This allows to define the set F}, of positions/points
x for which r” has a specific value for h. These sets of Fj, have a complex geometry related to the
turbulent statistics. The geometry of F} can be quantified with the so-called Hausdorff fractal dimen-
sion D(h) = dimp(F). The mapping of the singularity exponent h to the Hausdorff dimension D(h)
is called the singularity spectrum of the signal, which contains essential information on the turbulence
statistics. A typical concave shape of singularity spectra is presented in Fig. 4.15. However, the cal-
culation of this singularity spectrum is a fundamental problem of multifractality. There are only a
few specific processes for which an exact singularity spectrum can be computed (She & Leveque, 1994;
Turiel, Pérez-Vicente & Grazzini, 2006).

When calculating the singularity spectrum in the microcanonical formalism, it is essential to precisely
evaluate the singularity exponents. This is done with the method described in Pont, Turiel & Yahia
(2011, 2013), which is based on formalism of Turiel, Yahia & Pérez-Vicente (2007). The resulting map
of singularity exponents for Musca 250 pum emission is presented in Fig. 4.16, which shows that the
strongest singularity exponents are located around the filament crest and in filamentary structures that
are roughly perpendicular to the crest.

From this map of singularity exponents, it is possible to construct the singularity spectrum (Turiel,
Yahia & Pérez-Vicente, 2007), which is shown in Fig. 4.17 for Musca. In order to create a trustworthy
singularity spectrum, the noise of the signal should be removed because it will affect the constructed sin-
gularity spectrum. For the Herschel observations this background mainly includes background galaxies,
the cosmic infrared background and the cosmic microwave background (Robitaille et al., 2019). There-
fore, the effects of denoising the data on the resulting singularity spectrum will be examined. The
goal of the denoising, is to eliminate the noise gradient while maintaining the coherent structures that
emerge due to the physical processes that govern the cloud evolution. This denoising can be performed
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Figure 4.16: Left: A zoom into the singularity exponent map of Musca at 250 ym where the noise is
filtered using A = 0.7 in Eq. 4.8. Right: The same map without filtering the noise. Filtering noise has
a significant impact on the obtained singularity map, in particular in the low column density region.
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Figure 4.17: Top left: The singularity spectrum of the full Musca 250 pm map before (yellow) and

e re—

after (blue) filtering the noise. Filtering the data has an important impact on the resulting singularity
spectrum. Top right: The selected regions of interest (ROIs) in the Musca cloud to calculate the
singularity spectrum. Bottom: The singularity spectra (yellow) with a fitted lognormal distribution
(blue). Most singularity spectra are not lognormal, and strongly depend on the region of interest.
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by computing
argmin; || Vs — sy (1 +A | Vsy (11 (4.8)

with s the gradient of the original data, /sy the gradient of the filtered image and A (> 0) a tuning
parameter. || /s — \/sf |[1 makes sure that the final gradient is close to the original gradient, while
A || sy |1 favors the gradients of the coherent structures. The resulting singularity map for the filtered
data using A = 0.7 is presented in Fig. 4.16. This map better highlights the filamentary structures in
the Musca cloud. The effect of denoising on the calculated singularity spectrum is presented in Fig.
4.17, demonstrating that the presence of noise tends to give the spectrum a log-normal distribution.
When the noise is removed, the spectrum starts to show more substructure. Furthermore, since the
microcanonical approach has to be employed, it is possible to study the singularity spectrum in specific
regions of interest in the Musca cloud such as the filament crest and the ambient cloud. This study
of several subregions of the cloud is presented in Fig. 4.17, and shows that the singularity spectrum
significantly varies as a function of the region of interest. By comparing the observed singularity spectra
with singularity spectra from simulations it should be possible to deduce information on the physical
processes that govern the evolution in the Musca cloud and its subregions.
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Chapter 5

Filament formation in low- and
high-mass star forming regions

5.1 Cloud-cloud collisions from low- to high-mass star formation

From the results for the Musca cloud, it was proposed that the large scale evolution of the full
Chamaeleon-Musca complex plays an important role for the emergence of star forming filaments. In-
terestingly, the proposed scenario of a cloud-cloud collision for the Chamaeleon-Musca complex has
also received considerable attention in the context of massive star formation (e.g. Torii et al., 2011;
Motte et al., 2014; Wu et al., 2015; Inoue et al., 2018; Fukui et al., 2019a). It was found that relatively
high-velocity cloud collisions (> 10 km s~!) can create very high density layers that are capable to form
massive stars. A large number of cloud-cloud collision candidates have been put forward (Fukui et al.,
2019a, and references therein), forming a range of isolated O stars up to clusters with OB stars. A
well studied site of previous and continuing massive star formation is the Cygnus-X region (Reipurth
& Schneider, 2008), presented in Fig. 5.1, with in particular the massive DR21 ridge (Schneider et al.,
2010) which contains the most massive dense cores (MDCs) of Cygnus-X (Motte et al., 2007; Cao et al.,
2019). For the DR21 ridge it was proposed in earlier work that a cloud-cloud interaction is responsible
for its formation (Dickel, Dickel & Wilson, 1978). Studying the DR21 ridge and Cygnus-X region, and
comparing the results with the study of the Chamaeleon-Musca complex, can thus provide an interest-
ing opportunity to investigate the role of cloud-cloud collisions in the formation of dense filamentary
structures in more detail.

It can unveil possible differences between low- and high mass star forming regions. For example, it
can be expected that higher velocity cloud collisions are required for massive star formation as it leads
to stronger compression. Studying the kinematics of the DR21 cloud at a distance of 1.4 kpc (Rygl
et al., 2012), it can be investigated whether the inflow is guided by the bending of the magnetic field as
proposed by Inoue et al. (2018) and put forward for Musca, or if another process drives the evolution
of the DR21 cloud.

With the possible spatial and kinematic asymmetry in mind for dense gas formed by a cloud-cloud
collision due to bending of the magnetic field (Inoue et al., 2018), a spatial asymmetry can be noted
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Figure 5.1: Left: The Herschel column density map of the Cygnus-X north region on a logscale. The
green squares indicate the OB stars from the OB2 association that were found by Comerén & Pasquali
(2012). Indicated in white are the names of the massive star forming regions in Cygnus-X north, which
are often named, except for W75N, after the nearby radio continuum source listed in Downes & Rinehart
(1966) Right: The same for Cygnus-X south.

for the DR21 ridge in the Herschel data from the HOBYS program (Motte et al., 2010). In Fig. 5.2 it
is observed that inflowing subfilaments are located west of the DR21 ridge. This could be a result of
the possible cloud-cloud collision that formed the DR21 ridge.

5.2 High-mass star formation in Cygnus-X north due to a giant
molecular cloud collision

5.2.1 The DR21 ridge

In Fig. 5.2, the Herschel column density map of the DR21 ridge is presented. The DR21 ridge is
the massive (~ 10* M) filamentary structure that contains the bright DR21 radio continuum source
(Downes & Rinehart, 1966) that is located in the southern part of the ridge. The ridge also consists
of two massive clumps, namely DR21(OH) and the DR21 north (DR21-N), indicated in Fig. 5.2. Both
clumps contain multiple MDCs with masses between 40 Mg and 500 Mg. DR21(OH) contains the
CygX-N44, -N38, -N48, -N41, -N36 and -N40 MDCs while DR21-N consists of CygX-N51, -N52, -N53,
-N54, -N37 and -N43 MDCs (Motte et al., 2007; Schneider et al., 2010). These three sub-regions of the
DR21 ridge [DR21, DR21(0H) and DR21-N] are at different stages of massive star formation.

DR21 is a bright HII region (e.g Cyganowski et al., 2003), that is possibly the result of strong stellar
winds (Immer et al., 2014). This HII region is more evolved than DR21(OH) which shows the presence
of multiple very compact radio continuum sources and CH3OH, HoO and OH maser sources (Woody
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Figure 5.2: The Herschel column density map of the DR21 ridge and subfilaments. The location of
DR21, DR21(OH) and DR21-N inside the DR21 ridge are indicated together with the names of the
subfilaments (Schneider et al., 2010; Hennemann et al., 2012). The red and green contours outline the
area of the cloud covered by the two spectral setups of the IRAM 30m observations.
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et al., 1989; Mangum, Wootten & Mundy, 1991; Araya et al., 2009). This fits with the observed pres-
ence of multiple dust continuum fragments that can form intermediate to high-mass stars (Bontemps
et al., 2010b; Duarte-Cabral et al., 2013). It also contains a hot core with a temperature above 80 K
(Mangum, Wootten & Mundy, 1992). Lastly, there is the DR21-N region which does not appear to
contain any hot cores. This suggests that the northern region of the DR21 ridge only contains the early
stages of high-mass star formation.

The DR21 ridge is also the location of an estimated young stellar population of 2900 stars, based on a
combination of infrared excess and X-ray emission (Kuhn, Getman & Feigelson, 2015). Furthermore,
the location of this young stellar population is associated with the DR21 and DR21(OH) clumps. This
suggests, in combination with the large mass reservoir of the region, that the DR21 ridge is forming
one or more OB star clusters.

In Schneider et al. (2010), it was proposed that the full DR21 ridge is undergoing a gravitational
collapse. In order to better understand the velocity structure, density distribution and the chemical
evolution of the DR21 cloud that is forming this OB star cluster, a dedicated observing program was
carried out with the IRAM 30m telescope. The observations cover both the DR21 ridge and the sur-
rounding filaments with two spectral setups which are shown in Fig. 5.3. These two spectral setups
make sure that a variety of molecular lines is covered. This comprehensive observational approach is
similar to the extensive study of the Orion B molecular cloud with the IRAM 30m telescope to reveal
its anatomy (Pety et al., 2017).

The current status of the possibly detected lines with the IRAM 30m observations is summarized in
Tab. 5.1. The detection is slightly rms dependent with a general rms in an 0.2 km s~! velocity interval
of 0.13-0.15 K for the observations around 90 GHz and an rms of 0.19-0.20 K for the observations
around 110 GHz. The integrated intensity maps for the different molecular transitions are presented
in App. A. In the integrated intensity maps, it is found that most complex molecules are found in
DR21(OH) which contains at least one hot core (Mangum, Wootten & Mundy, 1992). This is in line
with observed increasing molecular complexity in massive hot cores (e.g. Blake et al., 1987; Garay &
Lizano, 1999; Kurtz et al., 2000; Herbst & van Dishoeck, 2009; Belloche et al., 2013). However, the
vast amount of lines detected towards CygX-N63 by Fechtenbaum et al. (2015) in Fig. 5.3 is not found
towards DR21(OH). This is not truly surprising since the unbiased spectral survey of the CygX-N63
core by Fechtenbaum et al. (2015) has a significantly better sensitivity, an rms of the order of 3 mK,
than the maps that were made of the DR21 ridge.

5.2.2 Article: The formation of OB stars in the DR21 ridge by large-scale com-
pression (Paper-DR21, in preparation)
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ABSTRACT

Context. The Cygnus-X region is a rich star forming region with several sites of high-mass star formation and well known OB
associations. This makes it a primary region to understand the interplay of molecular cloud evolution and high-mass star formation.
Aims. We investigate the physics leading to high-mass star formation in the DR21 ridge and propose a scenario for the global evolution
of the entire Cygnus-X region.

Methods. We present the first results from new '*CO(1-0), C**O(1-0), HCO*(1-0), H'*CO*(1-0) and SiO(2-1) maps of the massive
DR21 ridge observed with the IRAM 30m telescope. These observations are complemented with '2CO(3-2) observations by the JCMT
telescope, *CO(1-0) observations by the FCRAO 14m telescope, Effelsberg 11 cm radio continuum observations and Herschel column
density maps of the Cygnus-X region.

Results. With the IRAM observations we find that self-gravity drives the evolution of the massive DR21 ridge and the ~3 pc ambient
cloud, but we also observe that basically all inflowing subfilaments to the ridge are redshifted with respect to the massive DR21 ridge.
This behaviour is also observed in the PV diagrams perpendicular to the DR21 ridge, which shows a V-like shape. At the location
where the subfilaments are accreted on the ridge, there is a local but strong increase of the linewidth. The IRAM observations also
unveil extended SiO(2-1) emission with a narrow linewidth over the entire DR21 ridge. From the Herschel maps of the full Cygnus-X
region, we find that dense gas in Cygnus-X north is significantly more compact than Cygnus-X south. The Herschel column density
map also indicates that the dense gas in Cygnus-X north can form a stellar mass of 1.6-10* M, over 5 Myr. A study of Cygnus-X
north with FCRAO and JCMT unveils two velocity components, each with significant spatial substructure, that are connected by CO
bridges over the full region. These CO bridges are also observed towards the DR21 cloud. However, Cygnus-X south shows no such
substructure and bridging. Based on the age of OB stars in Cygnus-X from the literature and radio continuum maps, we also confirm
an age gradient for massive star formation from the south-west to the north-east for the entire Cygnus-X region.

Conclusions. We propose that an OB association is currently in formation in Cygnus-X north because of a giant molecular cloud
(GMC) collision with a 3D velocity of ~ 17 km s~'. Dense hubs and ridges, formed due to large scale compression by the GMC
collision, then host high-mass star formation as a result of gravitational collapse that was initiated by the compression. This proposed
formation of an OB association due to a GMC collision provides a natural explanation for several recently observed properties of OB
associations.

Key words. ISM: individual objects: Cygnus-X — ISM: kinematics and dynamics — ISM: clouds — open clusters and associations:
individual: OB2 and OB9 — stars: massive — stars: formation

©ESO 2020

1. Introduction

Massive stars can be found in OB associations, which are
low-density groups of young OB stars (e.g. Ambartsumian
1947; Blaauw 1964; de Zeeuw et al. 1999). Because of this low
number density, these associations can expand and disperse in
the future (e.g. Blaauw 1964; Mel’'nik & Dambis 2017). This
observation, and the fact that a large fraction of stars are formed
in clusters (e.g. Carpenter 2000; Lada & Lada 2003; Krumholz
et al. 2019), has led to the idea that OB associations are the
result of disrupted star clusters. This could be as a result of
feedback (e.g. Hills 1980; Goodwin & Bastian 2006; Baumgardt
& Kroupa 2007) or because of tidal disruption from a nearby
giant molecular cloud (GMC) (e.g. Elmegreen & Hunter 2010;
Kruijssen et al. 2011). An opposing view proposes that stars
form hierarchically as a result of the structure formation in the

star forming gas (e.g. Elmegreen 2002; Bastian et al. 2007,
Bonnell et al. 2011; Wright et al. 2014). This could provide an
explanation for the kinematic substructure that is observed with
in depth studies of OB associations (e.g. Wright et al. 2016;
Wright & Mamajek 2018).

Because they contain young and massive stars, the forma-
tion and evolution of OB associations has to be understood in
relation with the process that is responsible for massive star
formation. The formation of massive stars is still a matter of
debate (e.g. Zinnecker & Yorke 2007; Motte et al. 2018a). Yet,
the very short massive prestellar phase (e.g. Motte et al. 2007,
2010; Russeil et al. 2010; Csengeri et al. 2014; Tigé et al. 2017;
Louvet et al. 2019), and indications of gravitational collapse
of the ambient molecular clouds that form massive stars (e.g.
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Fig. 1. The integrated '3CO(1-0) FCRAO map of the Cygnus region (Simon et al. 2006; Schneider et al. 2006, 2007, 2016b). The dashed circle
and ellipse indicate the location of OB2 and OB9. The DR20, DR21, DR22, DR23 and W75N molecular clouds in Cygnus-X north are indicated,
which form the highest mass stars of the Cygnus-X complex. The yellow contours indicate the part of Cygnus-X north and south mapped with the
Herschel telescope by the HOBYS program, while the green contours indicate the regions mapped in '>?CO(3-2) with the JCMT telescope.

Schneider et al. 2010, 2015; Galvan-Madrid et al. 2010; Peretto
et al. 2013, 2014; Beuther et al. 2015; Williams et al. 2018;
Jackson et al. 2019) suggest that the formation of massive
stars is intimately linked with the evolution of the molecular
cloud. This is in tension with predications by the turbulent core
collapse model (McKee & Tan 2002, 2003) which proposes that
massive stars form from the collapse of massive prestellar cores.
The link between massive star formation and the molecular

Article number, page 2 of 18

cloud evolution is put forward by several theoretical models.
In the competitive accretion model (Bonnell et al. 2001, 2004;
Bonnell & Bate 2006; Wang et al. 2010), low-mass protostellar
cores compete for mass from the ambient cloud. It was also
proposed that global hierarchical collapse (Vazquez-Semadeni
et al. 2009, 2017, 2019), with filamentary gravitational collapse
on multiple scales is responsible for the formation of massive
stars. In the fragmentation-induced starvation scenario, massive
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stars form through gravitational fragmention at the center of
dense filamentary accretion flows (Peters et al. 2010, 2011;
Girichidis et al. 2012), where the fragmentation in the inflowing
filaments limits the accretion on the most massive stars at
the center of the accretion flow. From simulations it was also
proposed that compression by the collision of molecular clouds
with v > 10 km s™! can form filamentary structures that are
capable to host massive star formation (Inoue & Fukui 2013;
Inoue et al. 2018), and that massive stars preferentially form in a
cloud-cloud collision compared to a cloud evolving in isolation
(Wu et al. 2015, 2017). Such cloud-cloud collisions could be
the result of large scale motions in the ISM driven by supernova
explosions and feedback from massive stars (Inutsuka et al.
2015).

From an observational point of view, the role of cloud-cloud
collision in (massive) star formation has also been suggested
for a wide variety of star forming regions based on the cloud
kinematics from HI and CO (e.g. Dickel et al. 1978; Dobbs
2008; Furukawa et al. 2009; Duarte-Cabral et al. 2010, 2011;
Motte et al. 2014; Fukui et al. 2016, 2019; Dobashi et al. 2019).

1.1. Cygnus-X

A well studied OB association is Cygnus OB2 (Miinch & Mor-
gan 1953; Johnson & Morgan 1954), which is located in the
Cygnus-X molecular complex at a distance of 1.4 kpc (Rygl et al.
2012). Cygnus OB2 is an extremely rich association that con-
tains over a hundred OB stars (Schulte 1958; Massey & Thomp-
son 1991; Comerén et al. 2002; Hanson 2003; Kiminki et al.
2007; Comerén & Pasquali 2012), with a total stellar mass es-
timate between 10*-10° My, (e.g. Knodlseder 2000; Drew et al.
2008; Wright et al. 2010). The most recent mass estimate for
Cygnus OB2 gives a mass of 16 500%3500 Mo (Wright et al.
2015). Estimating the age of the OB stars, demonstrated that
Cygnus OB2 was formed by continuous star formation between
roughly 1 and 10 Myr ago with a star formation peak around 3-6
Myrs ago (Comerén & Pasquali 2012; Wright et al. 2015).

Cygnus OB2 is located relatively central in the Cygnus-X region.
This creates an expanding bubble (e.g. Schneider et al. 2006;
Reipurth & Schneider 2008) in the complex, and is also respon-
sible for the presence of a large amount of globules, pillars and
proplyd-like structures as a result of the strong radiation field
from OB2 (Wright et al. 2012; Schneider et al. 2012b, 2016a).
Because of the relatively central location of Cygnus OB2, the
Cygnus-X region is generally divided into Cygnus-X north and
Cygnus-X south, see Fig. 1. Also associated with the Cygnus-
X region is another agglomeration of OB stars, Cygnus OB9, in
the western area of the region indicated in Fig. 1 (Comer6n &
Pasquali 2012). This association shows significant spatial sub-
structure and it has been proposed that its outline needs to be
revised (Mel’Nik & Efremov 1995; Schneider et al. 2007).

Studies of the molecular gas in the Cygnus-X region and Her-
schel data have demonstrated the presence of multiple velocity
components (e.g. Cong 1977; Schneider et al. 2006) and that
the dense gas is organised in massive structures, so-called ridges
(Hartmann & Burkert 2007; Hill et al. 2011; Hennemann et al.
2012) and filament-hubs (Myers 2009; Schneider et al. 2012a;
Peretto et al. 2013), such as DR21, W75N, DR23, DR22, see
Fig. 1, which are often named after the name of their nearby
HII regions in Downes & Rinehart (1966). More in depth kine-
matic studies of the DR21 ridge demonstrated that this massive
ridge is experiencing large scale gravitational collapse (Schnei-
der et al. 2010), that it contains subfilaments which are con-
nected to the ridge, see Fig. 2, and that this ridge shows signs of

a collision between two velocity components at ~ -3 km s~! and
~9km s~ (Dickel et al. 1978; Dobashi et al. 2019). These hubs
and ridges in Cygnus-X contain several massive dense cores
(MDCs) (Motte et al. 2007; Cao et al. 2019). Follow-up studies
of these MDCs demonstrated active high-mass star formation in
the Cygnus-X region (Kumar et al. 2007; Bontemps et al. 2010;
Beerer et al. 2010; Duarte-Cabral et al. 2013) as a result of small-
scale converging flows (Csengeri et al. 2011a,b; Duarte-Cabral
et al. 2014), making it a primary region to understand the pro-
cesses associated with high-mass star formation.

In this paper we first present new IRAM 30m observations of
the DR21 ridge. Starting from these results and complementing
it with JCMT and FCRAO observation of the full Cygnus-X re-
gion, we will aim to understand the main driver of massive star
formation in the full Cygnus-X region.

2. Observations
2.1. IRAM 30m observations

Observations with the IRAM 30m telescope of the DR21 ridge
and the surrounding subfilaments were carried out in February
2015. These observations were performed with two different
spectral setups using the FTS50 configuration of the EMIR re-
ceiver. Setup 1, which contains HCO*(1-0) and H'*CO™*(1-0),
covers the spectral ranges ~ 85.2 GHz - 87.2 GHz, 88.5 GHz -
90.5 GHz, 101.0 GHz - 102.8 GHz and 104.2 GHz - 106.0 GHz.
Setup 2, which contains '*CO(1-0) and C'80(1-0), covers the
spectral ranges ~ 89.6 GHz - 91.6 GHz, 93.0 GHz - 95.0 GHz,
105.4 GHz - 107.2 GHz and 108.8 GHz - 110.6 GHz. These
two setups allow the coverage of a variety of possible molec-
ular lines (e.g. C'80(1-0), N,H*(1-0), HCN(1-0), HCO*(1-0),
NH,D[1(1,1)0-1(0,1)0]....) which will allow to follow the kine-
matic and chemical evolution of the dense gas in the DR21 ridge
and the connected subfilaments, similar to what was done for the
Orion-B cloud with the data presented in Pety et al. (2017). The
obtained antenna temperature (T ) rms noise within a spectral
resolution of 0.2 km s~! varies between 0.13-0.15 K (around 90
GHz) and 0.19-0.2 K (around 110 GHz). A main beam efficiency
of 0.81 for frequencies around 90 GHz and 0.78 for frequencies
around 110 GHz was used (Kramer et al. 2013). The region on
the sky that is covered by the two different setups is displayed
in Fig. 2. The mapping was performed with OTF observations
and has a spatial resolution between 23" and 29”. The *CO(1-
0) channel maps of these observations are displayed in Fig. 3.
A full analysis of all the lines that are covered is in preparation
and will be the topic of a future paper. Here, the first results from
BCO(1-0), C'®0(1-0), HCO*(1-0), H'*CO™*(1-0) and SiO(2-1)
will be presented.

2.2. JCMT observations

With the JCMT telescope, a '2CO(3-2) mapping of the Cygnus-
X north and south data was performed. The area covered by this
survey is shown in Fig. 1. The observations and reduction of
this data is described in Gottschalk et al. (2012) for the pilot
study. We here summarize the main characteristics of the data.
The observations have a spatial resolution of 15" and a spectral
resolution of 0.423 km s~!, with an noise rms of ~ 0.25 K.

2.3. FCRAO observations

The observations of the IRAM 30m telescope are complemented
by 3CO(1-0) observations that were carried out with the SE-
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Fig. 2. The Herschel column density map of the DR21 ridge and its surrounding subfilaments on a log scale. The subfilaments are indicated by
their name from Hennemann et al. (2012): N (north), FIN, F1S, F3N, F3S, SW (south-west), S (south). The contours indicate the area covered by
the two different setups of the IRAM 30m observations. The southern subfilament is only covered by the first setup which contains HCO*(1-0)
and H'3CO*(1-0). The crosses indicate the location of the displayed '*CO(1-0), C'*O(1-0), HCO*(1-0) and H'3*CO*(1-0) spectra.

QUOIA receiver on the FCRAO 14m telescope. This data is pre-
sented in Simon et al. (2006) and Schneider et al. (2006, 2007,
2010, 2016b). The data has an angular resolution of 45" and a
spectral resolution of 0.1 km s~'. The rms noise of the spectra
within this spectral resolution is around 0.4 K. The integrated
3CO map is displayed in Fig. 1.
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2.4. Herschel observations

We also use Herschel column density maps from the Cygnus-X
north and south region (Schneider et al. 2016a). The observa-
tions of these regions were carried out as a part of the HOBYS
program Motte et al. (2010), and the production of the column
density maps is described in Hill et al. (2011, 2012). The obser-
vations of Cygnus-X south only cover a part of the full molecular
cloud shown in Fig. 1.



L. Bonne et al. et al.: The formation of OB stars in the DR21 ridge due to large-scale compression

(3) ssaujydLiq

8™ 30"

20"39™00"
RA(2000)

Fig. 3. The '3CO(1-0) channel maps between -6.6 and 0 km s! of the
IRAM 30m observations towards DR21. The grey contours trace the
Herschel column density at Ny, = 1022, 2-10%, 5-10%, 10® and 5-10%
cm™2. The blue contours indicate the location where the fitted C'0(1-0)
spectra have a FWHM above 2.5 km s™!. One can notice that this occurs
at the location where the subfilaments connect with the DR21 ridge.

3. The DR21 ridge
3.1. Integrated intensity and self-absorption

A variety of lines are detected with the IRAM 30m observations,
but in this paper we will focus on the '*CO(1-0), C'80(1-0),
HCO*(1-0), H*CO*(1-0) and SiO(2-1) lines. A more in depth
study of all the detected molecular lines will be presented
in a future paper. '*CO(1-0), C'®*0(1-0), HCO*(1-0) and
H'3CO*(1-0) will be analysed to study the large scale kine-
matics of the DR21 ridge and cloud. Inspecting the integrated
intensity maps of these 4 lines, which are presented in Fig. 4,
it is found that 3CO(1-0) and HCO™*(1-0) are clearly detected
in the ridge and subfilaments. This is also observed in the
channel maps of 3CO in Fig. 3. C'¥0(1-0) and H3*CO*(1-0)
are also clearly detected in the ridge, but their detection, in
particular for H'3CO*(1-0), becomes increasingly difficult in

the subfilaments. SiO(2-1) on the other hand is a well-known
shock tracer (e.g Schilke et al. 1997; Gusdorf et al. 2008a,b).
In Fig. 5, it can be observed that SiO(2-1) is detected over
the full DR21 ridge. This presence of extended SiO emission
was already noted by Duarte-Cabral et al. (2014) for MDCs
over the Cygnus-X region. This is similar to what was found
in e.g. the massive G035.39-00.33 infrared dark cloud (IRDC)
(Jiménez-Serra et al. 2010; Nguyen Luong et al. 2011), the
W43-MM1 ridge (Nguyen-Lu’o’ng et al. 2013; Louvet et al.
2016), the G028.23-00.19 IRDC (Sanhueza et al. 2013) as
well as a large sample of massive clumps in the ATLASGAL
survey (Csengeri et al. 2016). However, this is in contrast to
the low-mass Musca filament where only an upper limit was
found on the SiO abundance in the gas phase (Bonne et al. 2020).

Inspecting the '3CO(1-0), C'80(1-0), HCO*(1-0) and
H'*CO*(1-0) spectra over the map in Fig. 2, we found
that fitting a single velocity component can provide a reasonable
global view of the DR21 cloud kinematics. However, note
that the HCO™ spectra can not be fitted with a gaussian in the
ridge because of the strong self-absorption of this molecule
(Schneider et al. 2010). This self-absorption is also seen in
the spectra in Fig. 2. Furthermore, it is observed in Fig. 2 that
HCO*(1-0) has high-velocity wing emission towards DR21
and DR21(OH), tracing the strong protostellar outflow in these
regions.

3.2. The velocity field of DR21

When fitting the spectra of the different molecular lines, a fit
was accepted when the brightness was higher than 3 times the
noise rms. The resulting velocity maps are presented in Fig. 6
for the different molecules, and show velocity gradients over
the ridge similar to the gradients presented in Schneider et al.
(2010) with NoH*(1-0). Inspecting the velocity field of the sub-
filaments, it can be directly noted that basically all subfilaments
(N, FIN, F3N, F3S and SW) are redshifted with respect to the
ridge. Only the F1S subfilament, which is roughly at the veloc-
ity of the DR21 ridge, is not clearly redshifted with respect to
the ridge. Lastly, the southern subfilament appears slightly red-
shifted close to the ridge, but more to the south this filament
becomes less reshifted with respect to the ridge. This observa-
tion of dominantly redshifted subfilaments and a complete lack
of a truly blueshifted subfilament is also observed in the channel
maps in Fig. 3.

3.3. Linewidth of the spectra

The gaussian fit also provides a map of the full width half max-
imum (FWHM), which is shown in Fig. 7 for C'30(1-0) and
H'3CO*(1-0). In these maps it is observed that the subfilaments
have a significantly lower FWHM than in the ridge. The FWHM
in the subfilaments is generally < 1 km s~!, which makes them
close to transonic. In the ridge, a FWHM between 1.5 and 2.5
km s~! is observed. Noteworthy is the observed strong local in-
crease of the FWHM up to 4-5 km s7! at locations where the
subfilaments are connected with the ridge, see Fig. 3. However,
a single gaussian is generally not a good description at these lo-
cations where the subfilaments connect with the ridge. This re-
sulting strong local increase is thus likely an accretion effect.
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Fig. 4. Top left: The integrated brightness map of '*CO(1-0) of the DR21 cloud. Overplotted on the map are the Herschel column density contours
(in white) at Ny, = 10?2, 3-10%2, 10?3 and 4-10% cm™ (with increasing contour width). Top right: The same for HCO*(1-0). Bottom left: The

same for C'*0(1-0). Bottom right: The same for H'>*CO*(1-0).

3.4. PV diagram of DR21

Looking into the PV diagram produced with the IRAM 30m and
JCMT data of the DR21 ridge in Fig. 8, it is again observed that
the subfilaments are indeed redshifted with respect the densest
gas in the ridge. Interestingly, from these PV diagrams it can be
noted that not only the subfilaments, which are all located to the
west of the ridge, but also the ambient molecular gas east of the
DR21 ridge is redshifted. This gives rise to a V-like shape in the
PV diagram, similar to what was observed for a filament in the
Taurus molecular cloud by Arzoumanian et al. (2018) and the
Musca filament by Bonne et al. (2020b, submitted). Similar to
these lower mass filaments, the densest gas of the region, which
resides towards the center of the DR21 ridge, is located at the
apex of this V-like shape. However, it is found that this V-like
shape for DR21 is not as clear as observed in Musca. This can
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be related to the large linewidth in the DR21 ridge, while the
Musca filament is transonic (Hacar et al. 2016).

3.5. Virial analysis of the DR21 cloud

It was proposed in Schneider et al. (2010) that the DR21 ridge
is experiencing a gravitational collapse. With the new available
data, covering a significantly larger area, we will investigate the
stability of the cloud as a function of its radius. For this analysis,
we will consider the gravitational energy, the turbulent support
and magnetic support.

To calculate the gravitational potential and average density, we
use the Herschel column density map of DR21. We subtract a
fore-/background column density to calculate the mass in the
cloud as a function of radius. For the background column den-
sity we work with a value of Ny, = 5-10%! cm™2, based on an
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Fig. 5. The integrated SiO(2-1) map of the DR21 ridge, showing ex-
tended emission over the full ridge. The white contours indicate the
Herschel column density at Ny, = 1022, 3-10%2, 10% and 4-10% cm™
(with increasing contour width).

inspection of the full map for Cygnus-X north (see also Schnei-
der et al. 2020, in prep.). To study the possible internal support,
we work with the assumption that the full linewidth is purely
related to thermal and turbulent support. However, it should be
noted that several studies suggest that the observed full linewidth
is not necessarily a measure of the thermal and turbulent sup-
port (e.g. Ballesteros-Paredes et al. 2018; Traficante et al. 2018,
2020). This support will be studied with the '3CO(1-0), C'80(1-
0) and H'*CO™*(1-0) lines. Lastly, for support by the magnetic
field, we have no direct measurements. Therefore, this will be
approximated with values from the literature. A first approach
is to use the generic relation from Crutcher et al. (2010), which
proposes that the magnetic field strength as a function of density
is given by

g 001mG (ng < 300 cm™) )
“ 1 0.01 () mG  (ng > 300 cm™)

However, we can also work with earlier magnetic field orien-
tation observations of the DR21 ridge (Vallée & Fiege 2006;
Matthews et al. 2009; Girart et al. 2013; Zhang et al. 2014) from
which it was proposed by Ching et al. (2017) that the magnetic
field strength in the DR21 ridge is slightly below the Crutcher
et al. (2010) relation, and that the magnetic field strength in the
MDCs can be described by the relation B oc n%>**0-%0 Based
on these results, we also use two other extrapolations for the
magnetic support in the DR21 cloud as a function of density. In
both cases, we start from the estimated magnetic field strength
for the DR21 ridge (0.94 mG, Ching et al. 2017) and extrapolate
the magnetic field strength using k=0.67 and k=0.5 (with B o
n¥)). These exponents represent two asymptotic cases: where

k=0.67 is generally considered to describe the case where the
magnetic field support is dominated by gravitational collapse,
and k=0.5 the case where the magnetic field plays an important
role in support against gravitational collapse (e.g. Basu 1997,
Hennebelle et al. 2011).

To study which physical processes dominate the evolution
of the DR21 cloud, the magnetic energy is calculated using

1
Emag = EMVi 2)

with M the mass in the region and V, the Alfvén speed, which
is given by V4 = /%p with p the vacuum permeability.
The thermal and turbulent energy is calculated using

3
Er = =Mo? 3)
2
with o the spectral linewidth of the region that is considered.
The gravitational energy is calculated with

3 GM?

5 R
where G is the gravitational constant
In Fig. 9, the magnetic energy and the thermal + kinetic energy
is compared with the gravitational energy as a function of the
cloud radius. The thermal and turbulent support estimated from
the linewidth is basically independent of the molecule that is
used (13CO(1-0), C'8O(1-0) and H'*CO*(1-0)), with maximal
values around 20% of the gravitational energy.
Fig. 9 also shows that the support by the magnetic field is highly
dependent on its assumed evolution. Assuming k = 0.5 indicates
that the cloud can experience significant support from the mag-
netic field on large scales (~ 3 pc), but gradually this magnetic
support decreases leading to an increasing importance of gravi-
tational collapse when approaching the ridge. Working with k =
0.67, the DR21 cloud evolution is strongly dominated by gravity.
But when going to higher densities towards the ridge, the impor-
tance of the magnetic field increases because of the magnetic
field concentration by this collapse.

Eg = (C))

3.6. Extended SiO emission in the DR21 ridge

It was already noted that the IRAM 30m observations in Fig. 5
show the presence of extended SiO(2-1) emission in the DR21
ridge. Here, we will examine the origin of this extended SiO(2-1)
emission in more detail. It was already found by Duarte-Cabral
et al. (2014) that there is SiO emission with a narrow linewidth
towards observed MDCs with the PdB interferometer in Cygnus-
X north. Three of these MDCs were located in the DR21 ridge.
With the SiO observations that cover the full DR21 ridge, we
now demonstrate that SiO is not only found in the MDCs but
over the full DR21 ridge.

To study the origin of the detected SiO emission, the SiO(2-1)
observations can be compared with the JCMT '>CO(3-2) obser-
vations as they trace protostellar outflows. In Fig. 10, it is shown
that there are locations in the DR21 ridge without detected pro-
tostellar outflows and only a narrow SiO(2-1) line emission that
has the same linewidth as e.g. H*CO*(1-0) and C'*O(1-0). This
narrow linewidth component is also present in spectra with pro-
tostellar outflows. This shows that there is a SiO(2-1) emission
component over the full ridge with a typical FWHM of ~ 2-3 km
s~! along the line of sight.

Further inspecting the '2CO(3-2) PV diagram along the DR21
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Fig. 6. Top left: The velocity map of '*CO(1-0) over the DR21 ridge and subfilaments. Overplotted on the map, are the Herschel column density
contours at Ny, = 107, 2-10%2, 5-10?2, 10% and 5-10%* cm~2 which indicate the ridge as well as the surrounding subfilaments. Top right: The same
for HCO*(1-0), without fitting inside the DR21 ridge. Bottom left: The same for C'*0O(1-0). Bottom right: The same for H*CO*.

ridge in Fig. 5, the kinematic asymmetry of the DR21 cloud is
again confirmed. It is found that the brightest '>’CO emission is
located at redshifted velocities compared to the DR21 ridge ve-
locity at ~ -3.5 km s~!. The weaker emission at the velocity of
the ridge can be explained as a result of self-absorption, but the
lack of bright 2CO(3-2) emission at blueshifted velocities com-
pared to the ridge again strongly suggest an asymmetric accre-
tion scenario.

4. Cygnus-X

The DR21 ridge is the most active high-mass star forming cloud
in the Cygnus-X region. To discuss the evolution of the Cygnus-
X region, the formation of this dense ridge and how this is related
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to the evolution of Cygnus-X, we will here study the structure
and kinematics of the star forming gas in the Cygnus-X region.

4.1. Massive dense core distribution

From dust continuum mapping of the Cygnus-X region it was
found that the Cygnus-X region contains a significant amount of
massive dense cores (MDCs) (Motte et al. 2007), which was con-
firmed with higher sensitivity dust continuum mapping by the
Herschel telescope (Cao et al. 2019, Bontemps et al. in prep.).
In Fig. 11, the mass distribution of the MDCs from Motte et al.
(2007) is presented for Cygnus-X north and south. Comparing
the mass distribution in Cygnus-X north and south, demonstrates
that the most massive cores are located in Cygnus-X north. This
suggests that Cygnus-X north is the preferential location of mas-
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Fig. 8. Left: The '3CO(1-0) PV diagram from the IRAM data, with the contours indicating the emission from C'30(1-0) (green) and H'*CO*(1-0)
(black). The red line follows the velocity of the peak brightness as a function of the distance from the center of the ridge. This indicates that the gas
surrounding the ridge is redshifted at both sides of the ridge. At the ridge, a large velocity dispersion is observed. Right: The PV diagram of DR21
from the JCMT '2CO(3-2) data. The red triangles, indicating the velocity of the peak brightness, again show that the ambient gas is redshifted with
respect to the ridge. The blue line indicates the peak brightness evolution from the IRAM '*CO(1-0) data.

sive star formation, and that Cygnus-X south has limited massive
star formation even though both regions appear to have a similar
mass (e.g. Schneider et al. 2006).

4.2. Mass concentration in Cygnus-X North

In order to form stars, and specifically to form massive stars,
dense gas is required. It is thus important to form dense, compact
structures. Inspecting e.g. the integrated '3CO(1-0) map in Fig.
1, it already appears that Cygnus-X north contains more compact
structures than Cygnus-X south. However, it would be valuable

to quantify this behaviour. Using the Herschel column density
maps, we study the compactness in both Cygnus-X north and
south for the gas with Ny, > 5-102' cm™2 to make sure that we
only take into account mass associated with the Cygnus-X re-
gion. Specifically, we study the evolution of the fraction of the
total mass as a function of the size of the area in which it is ob-
served. This evolution for Cygnus-X north and south is displayed
in Fig. 12, which shows that for Cygnus-X north a significantly
larger fraction of the dense gas mass is located within a small
region of the cloud (< 2-3 % of the total Cygnus-X north area)
compared to Cygnus-X south. This demonstrates that somehow,
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Fig. 9. The ratio of the magnetic and thermal + kinetic energy compared
to the gravitational energy as a function of the radius in the DR21 cloud.
The radius is centered on DR21(OH). For the thermal + kinetic energy,
the linewidth of '*CO(1-0), C'*0(1-0) and H'3CO*(1-0) are used. This
estimate does not vary strongly with regard to the line used, and is al-
ways a fraction of the gravitational energy. The three approaches to es-
timate the magnetic field support are also displayed. It shows, that the
magnetic support is always smaller than the gravitational energy, but
that its evolution highly depends on the assumptions for the magnetic
field strength.

the north became significantly more compact than the south of
Cygnus-X. This behaviour, found with the Herschel column den-
sity maps, is also confirmed with the FCRAO '3CO integrated
intensity map.

4.3. Velocity substructure of MDCs in Cygnus-X north

It was already shown in Schneider et al. (2006), based on the
13CO FCRAO data, that one can define four velocity ranges
in Cygnus-X north: -10 to 1 km s™', 1 to 6 km s7!, 6 to 14
km s~' and 14 to 20 km s~'. The first velocity range roughly
traces DR20-DR21-DR22-DR23. The second velocity range is
not directly associated with any dense structures, and mainly
traces rather diffuse gas. The last two ranges are associated with
W75N-AFGL2620 and the DR17 pillars.

In Cygnus-X south, it was shown by Schneider et al. (2006) that
there is a dominant velocity component from -10 to 3 km s~!,
covering a similar velocity interval as the first velocity range
in Cygnus-X north. This velocity component is associated with
basically all dense structures in Cygnus-X south. At slightly
larger velocities of ~ 5-10 km s~! there is diffuse emission
which might originate from the Cygnus-X rift (Schneider et al.
2006; Gottschalk et al. 2012) that appears as a coherent group
of small clouds in the channel maps. This velocity structure of
Cygnus-X north and south is also observed in the '?CO(3-2) PV
diagrams of both regions in Fig. 14.

From the Herschel data, dense cores were extracted in the
Cygnus-X north region (Bontemps et al. in prep.). Using the
FCRAO data it is possible to investigate the velocity distribution
of the massive cores (i.e. with a mass above 30 M), and thus
obtain an idea of the possible velocity distribution of the massive
stars that will be formed in Cygnus-X north. The velocity for
the cores with a mass above 30 My was obtained by fitting the
brightest C'80(1-0) emission peak with a gaussian (Bonne et al.
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in prep.). For ~90% of the cores above this mass threshold, the
C130(1-0) line was detected.

Combining the velocity of all these massive dense cores, we
indeed find in Fig. 13 indications of velocity substructure that is
relatively independent of the minimal studied mass. Calculating
the velocity dispersion in the line of sight for these MDCs,
we get o = 7.8 km s~! which results in an estimated three
dimensional velocity dispersion (03p) of 14 km s

Inspecting the PV diagram of the '2CO(3-2) JCMT data for
both Cygnus-X north and south in Fig. 14, the presence of
this velocity substructure for the MDCs in Cygnus-X north is
confirmed. The PV diagram shows the presence of several dense
substructures at different velocities between -5 to 15 km s71.
Similar substructure is not observed for Cygnus-X south in Fig.
14, which indicates the presence of more diffuse '>CO gas.

5. Discussion

5.1. DR21: Clump compression followed by gravitational
collapse

Analysing the virial study of the DR21 cloud in Sec. 3.5 opens
two asymptotic scenarios for the evolution of the DR21 cloud:
Either the magnetic field roughly follows B o n%3 in the DR21
cloud. In that case the cloud evolution is significantly impacted
by the magnetic field at large scales > 3 pc. The large amount
of mass in the ridge then results in an increasing importance
of gravitational collapse from the ridge to its MDCs. Note that
such a collapse from the ridge to the MDCs can again start to
increase the role of the magnetic field inside the MDC:s.

The other possible scenario would more or less follow the
scenario described in Hennebelle et al. (2011), where the large
cloud roughly follows B o n%7 and is experiencing an important
gravitational collapse. This gravitational collapse then leads to
an increasing role of the magnetic field, see also Fig. 9, such
that the massive dense cores experience a significant magnetic
support, which results in a behaviour of B o n%? for the MDCs.
A relatively important role of the magnetic field in a grav-
itational collapse of the MDCs can strongly limit their
fragmentation and result in a high core formation efficiency
(e.g Commercon et al. 2011; Peters et al. 2011) which is
observed for DR21 (Bontemps et al. 2010) and other massive
star forming clumps (e.g. Palau et al. 2013; Csengeri et al. 2017).

In a simple scenario of gravitational collapse of the full
DR21 cloud, it is not straightforward to explain why the vast
majority of the inflowing subfilaments are redshifted with re-
spect to the ridge. Furthermore, it is found that the subfilaments
show a spatial asymmetry being dominantly located west of the
ridge. We thus also have to consider the observed V-shape in the
PV diagram of DR21 to understand what leads to massive star
formation in DR21. A similar asymmetry and V-shape in the
PV diagram was already noted for the low-mass Musca filament
(Bonne et al. 2020b), where it was proposed to be the result of a
cloud-cloud collision based on the simulations in Inoue & Fukui
(2013); Inoue et al. (2018). A cloud-cloud collision, of the two
velocity components at ~ -3 km s~! and ~ 9 km s~ in the line of
sight, can thus lead to bending of the magnetic field, which gives
rise to the observed asymmetric V-shape accretion scenario. In
Inoue & Fukui (2013) and Bonne et al. (2020b), it is proposed
that this bending of the magnetic field triggers the mass inflow
towards the densest gas. The idea of a collision, resulting in the
formation of the DR21 ridge, is not new. It has been proposed
earlier that these two velocity components show indications of
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Fig. 10. Top: The 2CO(3-2) PV diagram along the DR21 ridge, indicating the location of the DR21 radiocontinuum source, DR21(OH) and

DR21-N (triangles) as well as the locations of the spectra shown below

(crosses). This PV diagram shows the locations of protostellar outflows

along the DR21 ridge. Protostellar outflows are seen as extended emission structures on the velocity axis and are located near DR21, DR21(OH)
and DR21-N. However, there are also some locations along the DR21 ridge where we find no indications of a protostellar outflow (e.g. the location
of spectrum 3) where possible bridges connect the two velocity components of Cygnus-X north. Bottom: The SiO(2-1) and H'3CO*(2-1) spectra
of the DR21 ridge at the indicated locations in the PV diagram above. These spectra show SiO emission in outflow wings as well as a narrow
component. In particular spectrum 3 only shows SiO(2-1) emission in a narrow component without outflow wings.

interaction (Dickel et al. 1978; Dobashi et al. 2019).

Combining the velocity structure and virial analysis of the DR21
cloud, we thus get a two step scenario for DR21. First a cloud
collision forms the massive DR21 cloud due to compression. In
this compressed cloud, the bending of the magnetic field can

then lead to mass accretion on the massive star forming ridge.
However, because of the high density in the compressed cloud,
gravity will also play an important role in guiding the inflow
when the DR21 cloud has been compressed by the colliding
flow. It still remains difficult to further constrain the exact
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Fig. 11. The normalised core mass distribution of Cygnus-X north and
south for the dense cores extracted in Motte et al. (2007).
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Fig. 12. The cumulative fraction of the cloud mass as a function of
the fraction of the cloud area for the northern and southern region of
Cygnus-X. The northern region clearly contains a larger mass fraction
(up to an order of magnitude higher) in small regions (< 2-3%) of the
cloud. To study this compactness of the Cygnus-X regions, we use a
background column density of Ny, = 5-10*! cm™.

balance between gravity and magnetic field driven inflow with
the current magnetic field information, but the observations
suggest a mixed role for both processes. An important role of
gravity close to the DR21 ridge could also explain the observed
linewidth increase inside the DR21 ridge because of gravitation-
ally driven accretion which is (partly) converted into turbulence
(e.g. Klessen & Hennebelle 2010; Arzoumanian et al. 2013;
Peretto et al. 2014). This strong gravitational acceleration near
the DR21 ridge can then explain why the observed V-shape in
the DR21 cloud is less pronounced than in the low-mass Musca
filament.

5.2. Mass accretion on the DR21 ridge

The mass inflow towards the ridge guided by the subfilaments
can be estimated using M. = NaR%v;, o (Peretto et al. 2013),
with N the number of inflowing filaments, R the radius, p the
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Fig. 13. The velocity distributions of the MDCs extracted by Bontemps
et al. (in prep.) in Cygnus-X north, using different minimal masses to
study the velocity distribution. This shows that the MDCs have velocity
substructure which is relatively independent of the considered mass.
The black vertical lines indicate the velocity of all dense cores more
massive than 30 M.

density and v;,s the velocity of the infalling filaments. Working
with 7 inflowing filaments with ng, = 10> ecm™3, R = 0.1 pc
(Hennemann et al. 2012) and an inflow velocity of 1-2 km
s7!, we get an estimated mass provision rate of 1.3-2.6-1073
M, yr~!. In Schneider et al. (2010), it was already shown that
the F3 subfilaments continue their flow in the ridge towards
DR21(OH). These subfilaments might thus directly flow towards
multiple MDCs. Given their estimated mass inflow rate, this
filamentary inflow can provide sufficient mass to MDCs to
maintain the formation of a couple of massive stars. However,
this mass inflow rate is roughly an order of magnitude lower
than the required mass accretion rate (~ 1072 Mg yr™!) to
replenish the DR21 ridge in 1 Myr.

Considering that the mass inflow also happens off the sub-
filaments, we can calculate this contribution of mass inflow to
the ridge. We consider inflow over the full surface of the ridge
for which we assume a cylindrical geometry with R = 0.36
pc and L = 4.15 pc. For the inflow, we work with a velocity
of ~ 1-2 km s7! and Ny, = 10* cm™3, which is justified by
Np, ~ 3-10%22 cm~2 within 1 pc of the ridge that is not directly
associated with subfilaments. This results in an estimated mass
accretion rate of 0.56-1.1-1072 My, yr~!, which might be able
in combination with the filamentary inflow to roughly replenish
the DR21 ridge in 1-2 Myr. This is an expected lifetime for
the DR21 ridge when taking the expression from Clarke &
Whitworth (2015) for the timescale of a free-fall longitudinal
collapse for a filament

75 = (049 + 0.26A)(Gn1.12)% )
where A is the initial aspect ratio of the filament half length over
the filament radius and ng, the average density. This results in a
7 of 0.38 Myr. Taking into account support from the magnetic
field, which is roughly perpendicular to the DR21 ridge at its
center (Vallée & Fiege 2006; Matthews et al. 2009), and possi-
bly some turbulent support, 1-2 Myr is an appropriate time scale
to replenish the DR21 ridge.

Note that in contrast to the subfilaments it is not expected that
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Fig. 14. Left: The PV diagram of Cygnus-X north along the celestial equator. The PV diagram is centered on the location of the DR21 ridge. This

shows a significant amount of dense substructure between -5 and 15 km s

~! in Cygnus-X north. It is also found that elongated diffuse structures

in velocity space connect the different velocity components. This so-called bridging is inherently predicted by cloud-cloud collision simulations.
Right: The same for Cygnus-X south, showing there is way less dense substructure than in Cygnus-X north.

this off-filament inflow will directly provide mass to the MDCs.
This inflow will rather encounter the DR21 ridge as a disconti-
nuity, such that it will only provide mass accretion on the ridge.
However, the gravitational collapse of the ridge, seen e.g. with
HCO*, will then provide more mass to the MDCs to maintain
very active high-mass star formation over the full ridge. We thus
propose a scenario where filamentary inflow directly provides
mass to the MDCs in the ridge because of gravitational attrac-
tion by the mass of the ridge (~ 10° My). However, once feed-
back from the formed high-mass stars prevents continuous low-
density mass accretion on the ridge, the ridge will quickly disap-
pear and consequently end the active high-mass star formation at
this location. This scenario implies that high-mass star formation
only happens over a short fraction of the total star formation time
for a cloud. This shortly maintained phase of high-mass star for-
mation by the ridge can fit with the observed shallow slope of the
core mass function for high-mass protostars (Motte et al. 2018b;
Liu et al. 2018) compared to the power law tail of the initial mass
function, as well as the slightly shallower initial mass functions
in young clusters (< 4 Myr) of Cygnus-X (Maia et al. 2016).

5.3. A GMC collision resulting in high-mass star formation in
Cygnus-X north

In the previous section, observations were presented that
indicate that the formation of the DR21 ridge is the result of
a colliding flow which compresses the cloud and bends the
magnetic field. Furthermore, it was noted that the two compo-
nents that led to the formation of the DR21 ridge are present
over the full Cygnus-X north region and that MDCs over the
full region are associated with these two velocity components.
This strongly suggests that the high-mass star formation activity
is triggered by a GMC collision in Cygnus-X north. This also
fits with observations of W75N, which is kinematically more
complicated, but also shows spatial and kinematic asymmetries
that are expected for the proposed GMC collision scenario
(Bonne et al., in prep.).

The observed velocity substructure with the MDCs and in the
PV diagram are also predicted by synthetic observations of
cloud-cloud collision simulations (e.g. Haworth et al. 2015;

Bisbas et al. 2017). Synthetic observations of cloud-cloud
collisions also focus on gas bridging between the two velocity
components in PV diagrams (Haworth et al. 2015; Bisbas et al.
2017). In Dobashi et al. (2019), indications of CO bridging
between the two velocity components near DR21 were found
in the presented average '?CO(1-0) spectra. Inspecting Fig.
10, also indicates bridges of CO gas between the two velocity
components towards DR21, but it is observed that one has to
take care with confusion in the PV diagram from protostellar
outflows. The same is valid for Fig. 14 where diffuse bridges can
be seen over the full Cygnus-X north region, which look similar
to synthetic observations presented in Haworth et al. (2015).

This GMC collision scenario might also provide an expla-
nation for the observed SiO emission in the DR21 ridge as
well as the other presented MDCs of Cygnus-X north in
Duarte-Cabral et al. (2014). Because of the high-velocity (>
10 km s™') of the GMC collision this could release SiO into
the gas phase (Gusdorf et al. 2008b). This high-velocity GMC
collision releasing SiO into the gas phase would also explain,
in combination with the significantly lower column density of
the Musca filament, why SiO emission was not detected in the
Musca filament.

It is however not possible to exclude that the observed narrow
SiO emission in Cygnus-X originates from shocks related to
accretion on the DR21 ridge and MDCs. Though these accretion
shocks would be associated with significantly lower velocities
which are not necessarily expected to sputter Si from the dust
grains mantels.

5.4. Evolutionary stages in Cygnus-X

In order to discuss a full scenario for the evolution of Cygnus-X
in the next section and how this results in massive star formation,
we will here combine several results from this and other studies
to propose a spatial sequence of evolutionary stages in Cygnus-

We start from the results in Comerén & Pasquali (2012) where it
was proposed that OB9 is older than OB2 in Cygnus-X. Indeed,
using the estimated stellar ages in Comerén & Pasquali (2012),
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we obtain an average age of 5.9 + 5.6 Myr for OB2 and 13.9 +
9.0 Myr for OB9. In both OB associations, star formation hap-
pened over several Myrs which explains the large standard devi-
ations on the average age. To go a step further, we also examine
the radio continuum maps that have been made of Cygnus-X
with the Effelsberg telescope at 11 cm (Furst et al. 1990; Reich
et al. 1990) which mostly traces thermal HII gas that is ionised
by massive (proto)stars in Cygnus-X (Xu et al. 2013). This ra-
dio continuum map is presented in Fig. 5.4 with overlaid con-
tours of the FCRAO '3CO emission. A first thing that can be
noted is that Cygnus-X south contains way less continuum emis-
sion than the north, except for the surroundings of OB9 which
is located in the west of Cygnus-X south. Examining Cygnus-
X north in more detail, strong radio continuum emission is ob-
served at certain locations which confirms that Cygnus-X north
is actively forming or has recently formed massive stars. The
bright large scale radio continuum emission is most notable in
DR23, DR17, DR22 and DR20. However, in the most northern
area of Cygnus-X, specifically the DR21 ridge and W75N, the
radio continuum emission is way less dominant. Furthermore,
classification of protostars in Cygnus-X north with Spitzer data
in Beerer et al. (2010) showed that most class 0 and I protostars
are located in the DR21 ridge and W75N. These are the locations
of the most massive MDCs in the full Cygnus-X complex (Motte
et al. 2007). This strongly suggests that these two most northern
massive structures in Cygnus-X north are still at an earlier stage
of massive star formation.

Combining the locations of MDCs, the age of OB stars and ra-
dio continuum, we get the following results: Cygnus-X south
contains a limited amount of ionised gas and no strong indica-
tions of significant massive star formation in the direct future.
On the other hand, we get a quite linear spatial evolutionary se-
quence from south-west to north(-east) for the formation of mas-
sive stars: starting at OB9, going over OB2 towards Cygnus-X
north which is still at the earliest stages in the most northern
area. This evolutionary sequence is indicated with an arrow in
Fig. 5.4.

5.5. The origin of high-mass star formation in Cygnus-X

The age gradient of massive star formation and the fact that
Cygnus-X south shows limited massive star formation, suggests
that a mechanism is progressively triggering massive star
formation in Cygnus-X. However, this mechanism is currently
not affecting Cygnus-X south. In sec. 5.3 it was proposed for
Cygnus-X north that the active high-mass star formation there
was triggered by a GMC collision, which fits with Cygnus-X
north being significantly more compact than the south. In
numerical simulations it was shown that a cloud-cloud collision
naturally leads to a rapid and strong compactification of the gas
in filamentary structures (e.g. Inoue et al. 2018).

As there are multiple OB associations in Cygnus-X, this
produces expanding shells which have been proposed to result
in sequential high-mass star formation (Elmegreen & Lada
1977). In Inutsuka et al. (2015) it was further proposed that
expanding shells as a result of radiation pressure or supernovae
can lead to a GMC collision which triggers the high-mass star
formation activity. It is thus a plausible scenario that the GMC
collision observed in Cygnus-X north is triggered by expanding
shells from OB2 and/or OB9. This scenario is schematically
shown in Fig. 16. Furthermore, expanding shells from OB stars
and associations tend to have velocities of the order of 10 km
s7! (e.g. Ferriere et al. 1991; Hosokawa & Inutsuka 2006; Pabst
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et al. 2019) which can provide an explanation for the collision
velocity in Cygnus-X north.

Though this expanding shell scenario from OB2 and/or
OB9 could provide an explanation for the observed scenario
in Cygnus-X north, it also leaves a couple of questions that
have no straightforward answer. First of all there is the fact that
Cygnus-X south is significantly less compact and as a result not
forming a lot of massive stars. It is somewhat surprising that the
northern region experiences a completely different effect from
the expanding shells than the southern region. Possibly this is
purely the result of different conditions in the regions, where
Cygnus-X north has the presence of a second GMC to create
a GMC collision during the passage of an expanding shell as
described in Inutsuka et al. (2015).

Another remarkable feature of the observed high-mass star
formation history in Cygnus-X, is its spatial linearity in the
plane of the sky from OB9 over OB2 to Cygnus-X north, see
Fig. 5.4. Again, this is not necessarily a feature that remains
unexplained by the expanding shell scenario, and can be a
projection effect. However, it also led us to consider another
scenario for the observed collision in Cygnus-X north, which is
described below.

Instead of expanding shells from OB9 and OB2, we also
consider that the observed collision in Cygnus-X north is the
result of a much larger GMC collision in the Cygnus-X region.
This is schematically shown in Fig. 16. It can be considered that
the -3 km s™! velocity component, observed over the 100 pc full
Cygnus-X region, is colliding with another GMC at a velocity
in the line of sight of ~ 7 km s~! and that this GMC collision
first formed OB9, followed by OB2 and is now in the last part
of the collision which results in the observed current high-mass
star formation in Cygnus-X north. This 100 pc scale GMC
collision provides a straightforward explanation for the linearity
in the plane of the sky for the massive star formation history.
Evidently, this 100 pc scale GMC collision does not necessarily
hit the full cloud at -3 km s~' which could explain the lack
of high-mass star formation in Cygnus-X south. What could
drive this 100 pc scale GMC collision is however not directly
evident. It might be driven by large scale expanding shells.
As Cygnus-X is a very complex region with a wide range of
expanding structures, this scenario is not necessarily unrealistic.
However, it should be noted that in this 100 pc scale GMC
collision scenario the presence of expanding shells from OB2
and OB9 are not included. Possibly this could lead to a second
wave of (high-mass) star formation which further increases the
star formation complexity of the Cygnus-X region. Another
possibility might be that the presence of the Sagittarius spiral
arm plays a role in triggering such a large scale GMC collision
(Dobbs et al. 2015; Duarte-Cabral & Dobbs 2016).

With the information from the two velocity components
that are colliding in Cygnus-X north, we can check whether
their velocity difference along the line of sight of ~ 10 km s~!
can fit with the time scale of the evolutionary sequence found
in the previous section. For this, we use the distance between
OB9 and OB2, and OB2 and DR21 in the plane of the sky
(which is ~ 50 pc for both distances). We combine this with the
estimated ages of the OB stars in OB9 and OB2, and the fact
that DR21 has started the process of massive star formation. In
terms of age for the OB stars this gives 13.9 Myr, 5.9 Myr and
0 Myr for OB9, OB2 and DR21, respectively. These results are
presented in Tab. 1 and gives an estimated velocity of 6.4 km
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Fig. 15. The radio continuum emission at 11 cm, observed by the Effelsberg telescope (Furst et al. 1990; Reich et al. 1990). The overlaid contours
indicate the locations where the integrated brightness of '*CO(1-0), observed with the FCRAO telescope, is above 4 K km s~!. The red triangles

indicate the OB stars associated with OB2 and the black squares indicate the OB stars associated with OB9 (Comerén & Pasquali 2012). The black
arrow indicates the proposed spatial time evolution for high-mass star formation from older to younger based on Comerdn & Pasquali (2012).

s~! between OB9 and OB2, and an estimated velocity of 8.6 km
s~! between OB2 and DR21. These characteristic velocities that
describe the age gradient in Cygnus-X are similar to the velocity
difference between the two velocity components in Cygnus-X
north. This indicates that the age gradient in Cygnus-X could
be associated with the observed two velocity components in
Cygnus-X north, and thus that a 100 pc scale collision of these
two velocity components could be responsible for the high-mass
star formation observed in Cygnus-X. However, as the typical
velocity of expanding shells is of the order of 10 km s~! this
progression speed of high-mass star formation can also fit with

expanding shells from OB2 and OB9.

In conclusion, it does not appear possible with current observa-
tions to distinguish the possible triggers of the GMC collision
in Cygnus-X north. Future dedicated observations will be
necessary to unveil the mechanism responsible for this collision
in Cygnus-X.
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Fig. 16. Top: A possible scenario for the evolution of the Cygnus-X region, where expanding shells from previously formed OB associations
result in a GMC collisions that form other OB associations. The clouds are represented by the blue regions. (a) The expanding shell driven by
OB9 provokes a GMC collision which results in the formation of the OB2 association. (b) The expanding shell driven by OB2 (or OB9) provokes
a GMC collision in Cygnus-X north. (c) This collision results in the observed massive ridges and filament hubs, indicated in black, which actively
form high-mass stars. Bottom: An alternative scenario for the evolution of the Cygnus-X region. (a) A 100 pc scale GMC collides in Cygnus-X.
This compresses the gas which results in the formation of OB9. Because of the relative velocity of the GMC collision, it will not hit Cygnus-X
south. (b) The collision continues, compressing the central region between Cygnus-X north and south which results in OB2. (c) Now we witness
the last phase of this GMC collision in Cygnus-X north, leading to its active high-mass star formation.

5.6. The formation of an OB association in Cygnus-X north
from a GMC collision

Calculating the mass of Cygnus-X north from the Herschel data,
using a background Ny, = 5-10?! ¢cm™2 (Schneider et al., in
prep.), we get a total dense gas (Ay > 8) mass of 0.7-10° Mg
for Cygnus-X north. Based on the relatively universal star for-
mation efficiency in molecular clouds (e.g. Lada et al. 2010;
Shimajiri et al. 2017), this allows to estimate the stellar mass
that can be formed in Cygnus-X north. Taking the total dense
gas mass, we get a star formation rate around 3.2-1073 Mg yr~'.
Working under the assumption that star formation can go on for
~ 5 Myr, which is observed for OB2 and OB9, this suggests that
Cygnus-X north is capable to form a total stellar mass of 1.6-10*
M,. This is of the same order as the estimated stellar mass of
OB2 (Wright et al. 2015), and strongly suggests that Cygnus-X
north is forming an OB association that might be very similar
to OB2. That Cygnus-X north might be forming an OB associ-
ation was already indicated by Comeroén et al. (2008) based on
the presence of early-type stars, associated with nearby HII re-
gions, that do not yet have a detailed spectral classification in the
near-infrared.
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For OB2, spatial and velocity substructure was observed (Wright
et al. 2014, 2016) with a typical size of ~ 0.5 pc (Arnold
et al. 2020), while spatial substructure in OB9 was outlined in
Schneider et al. (2007). In this scenario of one or more GMC
collision(s) that form OB associations in Cygnus-X, the dense
gravitationally collapsing hubs and ridges (e.g. DR21, DR22,
W75N,...) contain the MDCs that can form OB stars. The GMC
collision scenario in Cygnus-X north (as a result of expanding
shells from OB9/OB2 or 100 pc scale GMC collision) also nat-
urally leads to spatial and kinematic substructure in a young OB
association, see Sec. 4.3, similar to other OB associations.

In Wright et al. (2016), it was found that OB2 has a three-
dimensional velocity dispersion of 17.8 km s~!, which is similar
to the 14 km s™! velocity dispersion of the MDCs in Cygnus-X
north. On the other hand, the two velocity components that drive
the high-mass star formation in Cygnus-X north have a velocity
difference of ~ 10 km s~! along the line of sight, which gives
an estimated three-dimensional velocity difference of V3-10 km
s7! = 17 km s~!. This suggests that the velocity of the GMC
collision that triggers the formation of an OB association then
provides an explanation for the observed velocity dispersion of
the resulting OB association. In both scenarios, expanding shells
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| OBY OB2 DR21
d 50 pc 50 pc
t 13.9 Myr 5.9 Myr 0 Myr
At 8 Myr 5.9 Myr
Vehar 6.4kms! 8.6kms™!

Table 1. The typical distance (d) between OB9, OB2 and DR21, the
estimated age (t) and age difference (At) of the three regions, and the
resulting characteristic velocity associated with the spatial progression
of massive star formation.

with v ~ 10-20 km s~! or a 100 pc scale GMC collision, this
proposed relation between the GMC collision velocity and the
velocity dispersion of the OB association assumes that OB2 has
not experienced strong gravitational relaxation yet which was
concluded in Wright et al. (2014). Finally, if OB associations are
indeed formed by GMC collisions, this naturally explains why
an association might disperse in the future.

6. Conclusion

We have presented new IRAM 30m observations of the DR21
cloud, and combined the first results from this data with Her-
schel, JCMT and FCRAO data of the full Cygnus-X region.

We find that the DR21 ridge is accreting from a spatially and
kinematically asymmetric inflow that is particularly visible with
the subfilaments. In the PV diagram, this asymmetric inflow is
seen as a V-like shape with the DR21 ridge at the blueshifted
apex of the V-like shape. Furthermore, virial analysis of the
DR21 cloud indicates that gravity plays a significant role in the
evolution of the DR21 cloud. Combining the observed asymmet-
ric inflow with the presence of two interacting velocity compo-
nents near DR21, strongly suggests that a high-velocity (~ 17
km s7!) colliding flow has formed the DR21 cloud. The initial
bending of the magnetic field due to this collision then explains
the observed asymmetric inflow in a gravity dominated cloud.
Massive star formation in the DR21 ridge is thus the result of
a high-velocity cloud compression followed by a gravitational
collapse of the compressed cloud. It is found that off-filament
inflow from the full cloud is necessary to replenish the DR21
ridge which is key for the active high-mass star formation. When
this accretion on the ridge is halted by feedback, high-mass star
formation will end in the DR21 cloud. High-mass star formation
might thus be only a short phase of the star formation process
of the DR21 cloud. The IRAM 30m observations also unveil ex-
tended SiO(2-1) emission in the ridge with a narrow linewidth
similar to other optically thin tracers such as H'3CO*(1-0).

Studying the kinematics of Cygnus-X north, we find evidence of
a recent GMC collision which is responsible for the noteworthy
compactness of Cygnus-X north compared to Cygnus-X south
(which shows no signs of a recent GMC collision). The com-
pression by the collision then explains why Cygnus-X north is
actively forming a significant amount of high-mass stars while
Cygnus-X south is not. This high-velocity GMC collision could
also provide an explanation for the observed extended SiO(2-1)
emission in the DR21 ridge. Studying the full Cygnus-X region,
we find that the age gradient of massive star formation from OB9
over OB2 to Cygnus-X north fits with the velocity of the ob-
served GMC collision in Cygnus-X north as well as the typical
velocities of expanding shells. This opens two possible scenarios
for the GMC collision in Cygnus-X north. Either the collision is
driven by expanding shells from the OB2 and/or OB9 associa-
tions, or it is the result of a larger 100 pc scale GMC collision
that already was responsible for the formation of OB2 and OB9.

It is not possible with current observations to differentiate both
scenarios.

We find that the massive star forming MDCs in Cygnus-X north
have velocity substructure and a 3D velocity dispersion of 14
km s~!, similar to the 3D velocity dispersion found for the OB
stars of OB2 in a recent study. The 0.7-10° My, of dense gas in
Cygnus-X north is capable to form a 1.6-10* My, stellar mass
within 5 Myr. This is close to the stellar mass of OB2 and the
formation time of OB2, suggesting that we are witnessing in
Cygnus-X north the formation of an OB association that is sim-
ilar to OB2. We thus obtain a scenario where OB associations in
Cygnus-X form as a result of one or more GMC collisions. The
formation of an OB association as the result of a GMC collision,
which produces massive star forming ridges and hubs, naturally
explains several of their observed properties such as their spatial
and kinematic substructure and the fact that OB associations can
disperse in the near future.
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transition ‘ frequency (GHz) ‘ location
Setup 1
HCS(21) 85.348 DR21? + DR21(OH)
SO[2(2)-1(1)] 86.094 ridge
H3CN(1-0) 86.342 ridge
H3CO*(1-0) 86.754 ridge + subfilaments
SiO(2-1) 86.847 ridge
HCN(1-0) 88.632 ridge + subfilaments
HCO™(1-0) 89.189 ridge + subfilaments
H,CO[6(1,5)-6(1,6)] 101.333 detected?
H,CS[3(1,3)-2(1,2)] 101.478 DR21(OH)
CF*(1-0) 102.587 detected?
Setup 2
HNC(1-0) 90.664 ridge + subfilaments
HC3N(10-9) 90.979 ridge
NoHT(1-0) 93.173 ridge + subfilaments
C,S[7(8)-6(7)] 93.870 DR21 + DR21(OH)
SO[3(2)-2(1)] 109.252 ridge
0CS(9-8) 109.463 DR21(OH)
C'80(1-0) 109.782 ridge + subfilaments
HNCO[5(0,5)-4(0,4)] 109.906 DR21 + DR21(OH)
NH,D[1(1,1)0-1(0,1)0] 110.154 DR21(OH)? + DR21 north
13C0(1-0) 110.201 ridge + subfilaments
CH3CNI[6(1)-5(1), F=7-6] 110.381 MDCs

Table 5.1: The molecular transitions that were detected with the IRAM 30m telescope, with the
frequency of the transition and the location where the transition was detected. A question mark
indicates uncertainty whether a transition was detected.
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5.2.3 Additional discussion of Paper-DR21
Average spectra towards the DR21 ridge

As for Musca, an asymmetric accretion scenario was observed for the DR21 ridge with the subfilaments
and in the PV diagrams. In the Musca cloud, this asymmetry was evident from the average spectra of
the cloud and filament crest which trace gas at different densities (HI, 2CO, '3CO and C'®0). However,
when studying the average spectra observed with the 30m telescope towards the DR21 cloud in Fig.
5.4, such an asymmetry is not observed. A possible explanation for this, is the strong emission coming
from the DR21 ridge which is extremely bright compared to the rest of the DR21 cloud. Because of
this, the asymmetric inflow is hidden in the average spectra as the ridge kinematics are dominated
by its gravitational collapse which possibly drives a turbulent linewidth (Klessen & Hennebelle, 2010;
Arzoumanian et al., 2013). This could then give rise to the observed relatively symmetric average
spectrum. This is in contrast with the Musca cloud, where the filament crest is way less dominant
compared to the strands and ambient cloud.

The transitions presented in Fig. 5.4, namely 3CO(1-0), C'80(1-0), H!3CO™(1-0) and H!3CN(1-0), are
also different from the transitions used to study the kinematic asymmetry in Musca. When studying
the average 12CO(3-2) transition of the DR21 cloud in Fig. 5.5, the kinematic asymmetry starts to
show hints in the average spectrum. However, because of strong self-absorption at the velocity of the
DR21 ridge, this still does not appear as clear as for the Musca cloud. Inspecting the velocity interval
in Fig. 5.5 between the DR21 ridge velocity at -3 km s~! and the 10 km s~! component, it is found
that there is significantly more 2CO(3-2) emission than at velocities < -7 km s~!. This suggests that
the interval between the two velocity components towards DR21 might also trace gas bridging the two
velocity components on top of the emission from protostellar outflows.

Spitzer extinction maps and the velocity structure of DR21

Since the Cygnus-X (north) region is a rich nursery of high-mass stars, the GMC is permeated by a
strong FUV-field 2 100 Gg (Schneider et al., 2016a). As a result, there are strong Spitzer 8 ym emission
and absorption features toward the DR21 ridge. Combining these absorption and emission features
with the molecular line observations from the IRAM 30m can provide an interesting perspective on the
kinematics and geometry of the DR21 ridge. For this analysis, both the HNC(1-0) and the 3CO(1-0)
line are used since they trace different regimes in molecular clouds. HNC(1-0) is more representative for
high-density gas (nert ~ 10° em™2) (Shirley, 2015), while ¥CO(1-0) is more representative for lower-
density gas neit ~ 103 cm™3. Inspecting the Spitzer 8 um in Fig. 5.6 it becomes obvious that there is
bright diffuse emission with significant extinction in a part of the DR21 ridge. Compact 8 pum sources
are also observed in the ridge, which are associated with massive protostellar objects in DR21(OH) and
the north of the ridge (Duarte-Cabral et al., 2013). The DR21 radio continuum source on the other
hand shows much more extended 8 pm emission. Comparing the TRAM 30m molecular line emission
for both tracers with the Spitzer emission in Fig. 5.6, it is observed that the blueshifted velocities of
the ridge (~ -4.5 km s~!) are mostly observed in the area of the ridge with bright Spitzer 8;m emission.
On the other hand, the redshifted emission from the ridge (~ -1.5 km s~!) is mainly observed in the 8
pm dark region of the ridge. The DR21 ridge and cloud are obviously a complex region, but the fact
that the redshifted gas is located in the Spitzer dark region suggests that the gas at this velocity is in
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Figure 5.4: Left: The average spectra of 12CO(1-0), C'¥0(1-0), H'3CO™*(1-0) and H'3*CN(1-0) towards
the DR21 cloud mapped with the IRAM 30m telescope. It shows no direct indications of a kinematic
asymmetry for slightly less dense gas traced by 2CO(1-0). It is also observed that H'3CO*(1-0) and
H'3CN(1-0) are extremely weak over the full DR21 cloud. Right: The same spectra normalised to
the maximal intensity to highlight the lack of asymmetry when comparing the spectra of the different
tracers.
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Figure 5.5: The average '?CO(3-2) spectrum of the DR21 cloud from the JCMT data. The vertical
dashed line indicates the velocity of the DR21 ridge with higher density tracers (-3.5 km s™1).
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Figure 5.6: Top: The spitzer 8 um map of the DR21 ridge. In the left map, the IRAM 30m HNC(1-0)
emission contours at ~ -4.5 km ! are overlaid on the Spitzer map. In the right map, the IRAM
30m '3CO(1-0) emission contours at the same velocity are shown. Bottom: The same with emission
contours at ~ -1.5 km s~!. It is observed that the gas at -4.5 km s~! in the ridge is mostly located at
strong extended spitzer emission, while the gas at -1.5 km s~! nicely follows the extinction in the DR21
ridge.
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the front area of the ridge. On the other hand, the fact that the blueshifted gas is observed in the area
of bright Spitzer emission suggests that it is mainly located in the back of the ridge from our point
of view. This relative location of the blue- and redshifted gas in the ridge fits with the scenario that
the blue- and redshifted gas are moving towards one another and thus that the redshifted gas is being
accreted on the ridge. Inspecting the Spitzer dark regions in detail, dark filamentary substructures
are observed which appear to be connected to the subfilaments that connect to the ridge. This fits
with the scenario that the redshifted subfilaments continue their flow into the ridge down to the MDCs
(Schneider et al., 2010). However, the IRAM 30m observations do not manage to resolve these narrow
filamentary structures in the ridge. Better understanding these filamentary extinction features will thus
require comparison with interferometric NOEMA observations.

OB associations in Cygnus-X

An OB association is generally defined as a group of stars with ten to hundreds of OB stars, that are
formed in a giant molecular cloud, which can disperse in the future as they are unbound. This poses
the question how to define the OB associations in Cygnus-X. It was already put forward by Mel'Nik
& Efremov (1995), Schneider et al. (2007) and Comerén & Pasquali (2012) that the OB9 association
in Cygnus-X had to be redefined. In particular, that OB1, OB8 and OB9 could in fact be a single OB
assocation with further spatial substructure. Spatial and kinematic substructure was further unveiled
for the OB2 association (Wright et al., 2014, 2016; Winter, Clarke & Rosotti, 2019; Arnold, Goodwin
& Wright, 2020).

Considering the proposed possible scenario that a 100 pc scale GMC collision in Cygnus-X could be
the trigger of high-mass star formation, it should be examined whether the observed OB associations
in Cygnus-X can be considered a single OB association with substructure on multiple scales. Cygnus-X
north would then be the region of the OB association that is still in formation.

In Fig. 4 of Comerén & Pasquali (2012) and Fig. 15 of Paper-DR21, OB2 is a well defined structure
in the Cygnus-X region. However, a possible 100 pc scale collision will lead to a hierarchical structure.
In this scenario, it could be considered that OB2 is a large scale hierarchical structure in the forming
OB assocation over the full Cygnus-X region. The spatial substructure of OB2 and OB9 could then be
a lower level hierarchical structure as a result of the hubs and ridges that form the OB stars. Lastly, it
was indicated earlier that e.g. DR21 has the potential to form a cluster on its own and that e.g. DR22
and DR23 have already formed clusters of stars. The observed OB associations in Cygnus-X might
thus be associations of multiple clusters with OB stars where each cluster is formed by individual cloud
compression events during the GMC collision.

5.2.4 The kinematics of W75N

The DR21 ridge is the most prominant massive star formation area in Cygnus-X north, but it is not
the only location. Another important massive star formation region in Cygnus-X north, that is not yet
perturbed by strong feedback from massive stars, is the W75N cloud. However, W75N has been sig-
nificantly less studied than DR21 (e.g. Persi, Tapia & Smith, 2006), while it has an equally interesting
spatial and kinematic structure.
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Figure 5.7: The Herschel column density map of the W75N massive star forming region in Cygnus-X
north. In the column density maps it looks like a typical filament hub. The arrows indicate the part of
W75N at a velocity of ~ -3 km s~! and 10 km s~ 1.

Inspecting the Herschel column density map in Fig. 5.7, W75N looks like a relatively common fil-
ament hub structure. However, inspecting the FCRAO 3CO(1-0) and JCMT 2CO(3-2) PV diagrams
of the cloud in Fig. 5.8, an interesting velocity substructure is seen. It is observed that the cloud is
split in two velocities that are separated at the center of the column density hub. Furthermore, the
filaments of the first hub at ~ 10 km s~! are located to the east, while the filaments of the second hub
at ~ -3 km s~! are located to the west of the hub. The spatial asymmetry of both velocity components
in W75N is particulary interesting, when comparing with DR21. For DR21, at -3 km s~!, the lower
density filaments are also located west of the dense hub/ridge.

If the observed spatial asymmetry of the DR21 ridge is indeed the result of bending by the magnetic
field described in Inoue et al. (2018) due to a GMC collision in Cygnus-X north, it is expected that the
-3 km s~! component in W75N has the same spatial asymmetry as DR21. The fact that the filaments
of the 10 km s~! component of W75N are located to the east of the hub, is further consistent with the
proposed scenario that the massive star forming gas in Cygnus-X north is the result of compression by
a GMC collision. Inspecting Fig. 5.8 in detail, it is also observed that there are some bridging effects
between both velocity components in W75N.

Looking in more detail into the 13CO(1-0) kinematic structure in Fig. 5.8 of both velocity components
in W75N;, it is found that both structures also show indications of further kinematic asymmetry. For the
~ 10 km s~! component, the lower density filaments at r < 0 pc show indications of more blueshifted
emission. On the other hand for the ~ -3 km s~!, the emission at r > 2 pc from the lower density
filaments is mostly redshifted just as what was found for the DR21 ridge. However, the velocity gradi-
ent from high-density to low-density gas of the ~ -3 km s~! can also be part of a larger scale velocity
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Figure 5.8: Left: The FCRAO 3CO(1-0) PV diagram along the celestial equator for the W75N
molecular cloud. The PV diagram is centered on the peak Herschel column density of the W75N
cloud, presented in Fig. 5.7. The emission in the PV diagram up to 0.3 pc is dominated by ~ 10 km
s~! velocity component, while at r > 0.3 pc there is a sharp transition to emission at the ~ -3 km
s~! component. Note that there is a bit of - 3 km s~! emission at r < 0.3 pc, which originates from
confusion of the DR21 cloud. The red triangles indicate the peak intensity evolution. Right: The same
for the JCMT '2CO(3-2) data. In 2CO(3-2), the -3 km s~! emission at r < 0.3 pc from the DR21
cloud provides more confusion to the PV diagram. Also note indications of gas bridging between both

velocity components at e.g. r ~ -2 pc, r ~ 1 pcand r ~ 4 pc.

gradient of this velocity component over the full Cygnus-X north region (Schneider et al., 2006). In
any case, this suggests that both the W75N and DR21 massive star forming gas are indeed formed by
a GMC collision in the scenario described by Inoue & Fukui (2013); Inoue et al. (2018).

5.3 Cloud and filament formation in the ISM

5.3.1 Dense gas formation by asymmetric inflow and low-velocity shocks

The observed V-shape, associated with asymmetric inflow, in the transverse PV diagrams of the Musca
and DR21 clouds is an interesting observation as it puts important constraints on the formation of
filamentary structures in the ISM. It was in particular noted that the bending of the magnetic field by
a cloud-cloud collision, sketched in Fig. 5.9, is responsible for this asymmetric accretion as proposed
by Inoue et al. (2018). Indications of this V-shape inflow were also found for a filament at an early
evolutionary stage in the Taurus molecular cloud (Arzoumanian et al., 2018), and the PV diagram of
the B211/3 filament also appears in the form of a V-like shape which is demonstrated in Fig. 5.10
(Shimajiri et al., 2019b). It thus appears that the mechanism responsible for the observed V-shape
around these prototypical filaments might play a more universal role in the formation of star forming
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Figure 5.9: A schematic illustration of the inflow driven by the bending of the magnetic field in a
cloud-cloud collision. This figure is adapted from Inoue et al. (2018).

filaments. The presence of organised V-shapes around filamentary structures in any case indicates that
a large scale organised process plays an important role in the formation of star forming filaments. At
the intersection of the created converging flows, mass can then be accreted as a result of filament ac-
cretion shocks for which indications were found towards the Musca cloud. It has been proposed that
such filament accretion shocks could be an explanation for the proposed characteristic filament width
(e.g. Arzoumanian et al., 2011; Federrath, 2016). However, the presented observation of low-velocity
shocks does not necessarily confirm the proposed universal 0.1 pc width.

The observed asymmetric inflow towards Musca and DR21 provide an interesting starting point to
further investigate dense gas formation. Extensive mapping at high spatial and spectral resolution of
molecular clouds will also be essential to fully understand the origin of the observed velocity substruc-
ture in dust continuum filaments, which was not addressed in this thesis. This will e.g. require to
address whether turbulence in the converging flows form fibers that are accreted on the filaments or if
fibers are only formed in the dust continuum filaments. It might also provide more information on the
properties of striations, which are observationally poorly characterised. Mapping the large scale cloud
kinematics in different clouds will also address the frequency of V-like shapes in a variety of clouds.
In particular, in clouds that are not dominated by a single filament or ridge such as Musca, B211/3
and DR21. If such a V-shape is also observed in clouds with a filamentary network such as Aquila
or Perseus, the resulting point of convergence might have important implications to understand stellar
cluster formation.
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Figure 5.10: The PV diagrams of 12CO(1-0) and 3CO(1-0) perpendicular to the B211/3 filament in
the Taurus molecular cloud. The black crosses indicate the velocity of the observed maximal intensity
as a function of the distance from the filament. This figure was adapted from (Shimayjiri et al., 2019b).

5.3.2 Bridging between velocity components in Chamaeleon-Musca

There have been several numerical studies that have studied the dynamics of cloud-cloud collisions. This
has strongly focused on bridging signatures between two velocity components (Haworth et al., 2015a,b;
Bisbas et al., 2017). Inspecting Fig. 14 in Paper-DR21 and Fig. 5.8, showing the JCMT 2CO(3-2)
PV diagram, signatures of bridging between the two components are observed. One should however
be careful because strong protostellar outflows can also give rise to elongated velocity structures in PV
diagrams (e.g. Arce et al., 2010; Bally, 2016; Nony et al., 2020).

Looking into the HI PV diagram of the Chamaeleon-Musca complex in Fig. 5.11, there are no evident
bridging effects. This is not really surprising because HI traces extremely extended gas, while the
synthetic observations in simulations mainly focus on CO, [CI] and [CII] emitting gas to observe bridging
gas. Furthermore, the proposed cloud-cloud collision in Chamealeon-Musca has a low velocity, and in
Haworth et al. (2015b) it was shown that for such a low-velocity cloud-cloud collision (3 km s~ in their
simulations) the bridging features are very difficult to extract because of the nearby velocity components.
The HI PV diagram in Fig. 5.11 does however show a relatively sharp velocity evolution, near a galactic
longitude of 300° to 305°, from a dominant velocity at ~ 0 km s~! to a dominant velocity at ~ 5 km
s~!. This galactic longitude is where most dense star forming gas has formed in Chamaeleon-Musca.
This velocity transition and associated star formation could thus indicate the main location where
the two clouds collided. Furthermore, inspecting the CO(1-0) PV diagram of the Chamaeleon-Musca
region in Fig. 5.12 (Mizuno et al., 2001), substructure and some hints of bridging can be observed.
These indications are tentative, because of the limited sensitivity of the observations and small velocity
difference, but hint at the presence of cloud-cloud collision signatures in Chamaeleon-Musca as well.
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Figure 5.11: The PV diagram along the Galactic Longitude of the HI emission for the Chamaeleon-
Musca complex. It indicates a significant transition for the brightest emission in velocity between a
galactic longitude of 300° and 305°.
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Figure 5.12: The '2CO(1-0) PV diagram of the Chamaeleon-Musca complex along the Galactic Longi-
tude (left) and the Galactic Latitude (right). These diagrams show some possible hints of two velocity
components which might be interacting. There is e.g. a possible bridge near a Galactic Longitude of
318° and 308°. This figure was adapted from (Mizuno et al., 2001).
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Figure 5.13: The compression rate of a magnetised cloud-cloud collision as a function of shock velocity
and initial density for a magnetic field strength perpendicular to the shock front of 20 uG.

5.3.3 The difference between low- and high-mass star formation

From both the Musca cloud and DR21, we get a scenario where star forming filaments are a result of
the cloud formation process. It also indicates that this mechanism might play a role in both low- and
high-mass star formation. One can thus wonder what are the differences in physical processes and cloud
properties that decide if a cloud forms low- or high mass stars. An obvious parameter is the velocity
of the collision. A larger velocity leads to a larger mass provision rate and a stronger compression
resulting in a higher density of the compressed gas. The compression ratio (r) for a magnetised collision
is given by r =~ v/2My (Inoue et al., 2018), where M4 = /4mpovo/Bi is the Alfvén Mach number.
By is the magnetic field component perpendicular to the shock normal, pg the preshock density and
v the collision velocity. It thus comes to no surprise that the collision velocity in Cygnus-X north is
significantly higher than Musca. Another possible parameter is the pre-collision density of the clump
that will be compressed. A higher preshock density will also lead to a higher density in the compressed
cloud. In the compression ratio equation, the magnetic field component perpendicular to the shock
normal also plays a role in determining the postshock density. Calculating the compression rate for
typical velocities (3-20 km s~1), preshock densities (ng, 0 = 102-10* cm ™) and By = 20 pG, shown
in Fig. 5.13, gives compression rate values up to 60.

Inspecting the compression ratio in more detail it is found that the density in the compressed cloud
is linearly proportional to the collision velocity. The preshock density, however, provides the starting
value and also plays a role in the compression ratio. This results in a pg/ 2 dependence for the postshock
density, which suggests that the clump evolution before the collision is a very important parameter for
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the resulting star formation. There is also the magnetic field component perpendicular to the shock
normal which is inversely proportional to the compression. In conclusion, the formation of star forming
filaments and the eventual stellar mass formed are the result of multiple parameters. From Fig. 5.13 it is
also observed that both high velocities (> 10 km s~!) and high pre-shock densities (ng ~ 10% cm~3) are
required to trigger high-mass star formation as it is predicted in Inoue et al. (2018), because high-mass
star formation requires high densities and thus important preshock densities and strong compression.

With a higher density in the compressed cloud, gravity becomes increasingly important on large scales
as was indicated in Paper-DR21. In Inoue et al. (2018) it was proposed that the inflow due to the
bending of the magnetic field can be sufficient to form massive stars without the need for gravitational
collapse. However, gravity is present, so its role has to be taken into account.

In Paper-MC, it was found with the C, (= ﬁ) parameter proposed in Chen et al. (2020) that
gravity only starts playing a significant role within a small radius (~ 0.1-0.2 pc) around the center of
the filament. In Cy, Avy, is half the velocity difference over the filament/ridge and M(r)/L the mass per
unit velocity. With the virial analysis for the DR21 cloud, it was found that gravity can dominate the
entire cloud evolution on parsec scale, which fits with the observation of strong gravitational collapse
in the DR21 ridge (Schneider et al., 2010). This gravitational dominance for the full cloud is confirmed
with the C, parameter. This parameter was calculated with an M(r)/L of 2.5x10% and 5x10% Mg pc™!
for the DR21 ridge and cloud, respectively. These values are obtained assuming a length of 4 pc for
the DR21 ridge and a mass of ~ 10% and ~ 2x10* M, in the ridge and cloud, respectively. With Avy,
= 1 km s~! near the ridge and 2 km s~! on larger scales in the cloud perpendicular to the ridge, this
results in C, = 0.09 for the ridge and C, = 0.19 for the cloud. In both cases C, is significantly below
1, which again suggests that the gravitational potential is driving the accretion flow from parsec scale
down to the ridge (Chen et al., 2020).

These results put forward a scenario where the compression and observed kinematic asymmetry of
low- and high-mass star forming filaments can be the result of a cloud-cloud collision which bends the
magnetic field. However, in the low-mass case of Musca the turbulent inflow is driven by this magnetic
field bending, while the inflow responsible for the high-mass star formation in DR21 is mainly driven by
gravity. Note that even for the gravitationally driven inflow in DR21, the bending of the magnetic field
probably provides a relatively important counterbalance against the gravitational acceleration. This
could explain the relatively smooth velocity gradient from the subfilaments to the ridge, seen in Fig. 8
of Paper-DR21, which is not expected for strong gravitational acceleration.

5.3.4 Prospective: Evolution of the ISM with the SOFIA Legacy Program FEED-
BACK

The role of cloud-cloud collisions or large scale colliding flows in the context of star forming filaments
brings forward the question of the large scale evolution of the more diffuse ISM. Generally, it is consid-
ered that the evolution of the ISM is driven by supernovae (e.g. Cox & Smith, 1974; McKee & Ostriker,
1977; Mac Low & Klessen, 2004; Kim & Ostriker, 2015; Walch et al., 2015; Girichidis et al., 2016;
Padoan et al., 2019). In combination with radiative feedback, stellar winds and shear of galactic arms,
this can disperse star forming clouds, set in motion large scale flows and inject turbulence into the ISM.
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Figure 5.14: A schematic representation of the scenario described in Inutsuka et al. (2015). Molecular
clouds generally form at the intersection of expanding bubbles, with a GMC collision leading to ex-
tremely active star formation as is observed for example in Cygnus-X north.

In terms of the observed filament formation in Musca and DR21, the description of the large scale
ISM evolution by Inutsuka et al. (2015) is particularly interesting. It puts forward a scenario, shown
in Fig. 5.14, where stellar feedback leads to multiple compressions as a result of large scale colliding
flows/cloud-cloud collisions at the edges of expanding shells in the multiphase ISM. Such large scale
colliding flows or cloud-cloud collisions can generate turbulent molecular gas layers with a filamentary
structure (e.g. Hartmann, Ballesteros-Paredes & Bergin, 2001; Koyama & Inutsuka, 2002; Audit &
Hennebelle, 2005; Heitsch et al., 2006; Vazquez-Semadeni et al., 2011; Inoue & Inutsuka, 2012). The
ubiquitous presence of expanding shells in the ISM is observed in a wide variety of studies (e.g. Hart-
mann & Burton, 1997; Churchwell et al., 2006, 2009) and demonstrated in a 3D reconstruction of the
nearby ISM by Lallement et al. (2019). In this evolution, the mechanism described in Inoue & Fukui
(2013); Inoue et al. (2018) could be of primary importance in the formation of filamentary structures
and generating inflow. It was however found with kinematic observations of [CII] with SOFIA that such
bubbles might not have a simple spherical structure (Pabst et al., 2019). In order to fully understand
the evolution of the ISM and how stars can form as a result, it is thus necessary to observe how stellar
feedback impacts the ISM.

The FEEDBACK Legacy Program! with the SOFIA telescope (Schneider et al. 2020, in revision), in
which I participate as a consortium member, can provide further insight into how the ISM spatially
and kinematically evolves as a result of stellar feedback. It particularly focusses on the impact of UV
radiation and stellar winds from OB stars in prominent star-forming regions, by mapping the [CI]]
and [O]] fine structure lines with the upGREAT receiver (Risacher et al., 2018). However, it could
also unveil the large scale kinematics of CO-dark gas which should be traced by [CII] and [CI], even

"https://astro.uni-koeln.de/index.php?id=18130
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though it is still a field of active research to understand the density regimes that are traced by each
line (Bisbas, Papadopoulos & Viti, 2015; Glover et al., 2015; Glover & Smith, 2016; Franeck et al.,
2018; Clark et al., 2019). This can be particularly interesting to detect signatures of a cloud-cloud
collision (Bisbas et al., 2017, 2018). The FEEDBACK program is currently observing 11 regions in the
galaxy that are experiencing an impact from OB stars, namely Cygnus-X north, M16, M17, NGC6334,
NGC7538, RCW49, RCW79, RCW120, RCW36, W40 and W43. These regions consist of prototypical
bubbles, massive star forming ridges and hubs, pillars and a star burst region.

e Cygnus-X with FEEDBACK

As of july 2020, ~ 30% of the planned mapping for the Cygnus-X north region has been carried out,
see Fig. 5.15. The planned map covers the DR21 ridge, the W75N hub, and DR17 which is also known
as the Diamond Ring (Marston et al., 2004). In Fig. 5.15, it is shown that DR17 is seen as a bubble
in Spitzer images (Marston et al., 2004; Beerer et al., 2010). DR17 is associated with radio continuum
emission (Lockman, 1989; Furst et al., 1990), and Beerer et al. (2010) demonstrated the presence of
a cluster of class II young stellar objects at the center of DR17 which could be responsible for the
observed radio continuum emission. It was also shown with 2MASS data that the bright tip of DR17
(the diamond) is associated with a stellar cluster (Dutra & Bica, 2001) that contains 12 B stars (Le
Duigou & Knédlseder, 2002).

These [CII] observations will unveil the kinematic structure of the diamond ring as well as the bright
PDRs and low-density gas of this full northern region. A detailed study of the structure and kinematics
of the low-density gas and bright PDRs in Cygnus-X north has not been performed so far because
of the complexity of the Cygnus-X region and the associated self-absorption effects in HI. With the
sensitivity and large map of the FEEDBACK observations this will be possible for the first time. A
first important point to test with these observations is the GMC collision scenario. It was proposed by
synthetic observations of cloud-cloud collision simulations by Bisbas et al. (2017) that [CII] and [CI]
emission is better suited than 2CO to establish a cloud-cloud collision, and in particular to confirm
the gas bridging between two velocity components. One other advantage of [CII] is, that it does not
suffer the same confusion from protostellar outflows.

As a GMC collision is associated with a high-velocity shock, the observation of shock excitation and
tracers is important. It was already noted that the large scale presence of SiO in gaseous form in the
DR21 ridge could be the result of this cloud-cloud collision. With FEEDBACK, the [O]] line at 63 pum
is also covered. However, analysing predictions by the Paris-Durham shock code in Fig. 5.16 it is found
that an [OI] detection due to the GMC collision is not necessarily expected. The 30 [OI] detection limit
with FEEDBACK will be of the order of 3x107% ergs s~ cm™2 sr~! while the predicted intensity by
shock models is at least an order of magnitude lower, both for irradiated (1 Go) and non-irradiated shock
models at realistic preshock densities (~ 103 ecm~3). Even spatial smoothing might thus be insufficient
to detect the [OI] line emission. In this context it should be noted that the FUV field in Cygnus-X
north might even be of the order of 100 Gg, such that further analysis with strongly irradiated shock
models will be necessary.

5.3.5 Article: FEEDBACK: a SOFIA legacy program to study stellar feedback in
regions of massive star formation (PASP, in revision, front page and abstract)
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FEEDBACK: a SOFIA legacy program to study stellar
feedback in regions of massive star formation

N. Scunemer!, R. Smmon!, C. Guevara!, C. Bucueenper!, R.D. Hicains!, Y. Okapa', J
Sturzkr', R. GUsten?, L.D. ANpErsoN, J. BaLiy?, H. BEuTHER®, L. BonNE®, S. BonTEMPS?, E.
Cramsers’, T. Csenceri®, U.U. Grar!, A. Guspore®, K. Jacoss!, M. Justen!, S. Kasanovic!,
R. Kariv®, M. Luisi®, K. MenTen?, M. Mertens!, B. Mookeriea!?, V. Ossenkopr-Okapa!, C.

Paest!'!, M.W. Pounp’, H. Ricuter!2, N. Reves2, O. Ricken?, M. RouuG!, D. Russen!'?, A.

SANcHEZ-MONGE', G. SanperL'®, M. Tiwarr’, H. WieseMeYER2, M. WoLFRE?, F. WYROWSKIZ,

A. ZavaNo3, A.G.G.M. TieLens”!!
E-mail: nschneid@phl.uni-koeln.de

Abstract. FEEDBACK is a SOFIA (Stratospheric Observatory for Infrared Astronomy)
legacy program dedicated to study the interaction of massive stars with their environment.
It performs a survey of 11 galactic high mass star forming regions in the 158 um (1.9 THz)
line of [C1I] and the 63 um (4.7 THz) line of [O1]. We employ the 14 pixel Low Frequency
Array (LFA) and 7 pixel High Frequency Array (HFA) upGREAT heterodyne instrument to
spectrally resolve (0.24 MHz) these far-infrared fine structure lines. With a total observing time
of 96h, we will cover ~6700 arcmin? at 14.1” angular resolution for the [C1I] line and 6.3”
for the [O1] line. The observations started in spring 2019 (Cycle 7). Our aim is to understand
the dynamics in regions dominated by different feedback processes from massive stars such as
stellar winds, thermal expansion, and radiation pressure, and to quantify the mechanical energy
injection and radiative heating efficiency. This is an important science topic because feedback
of massive stars on their environment regulates the physical conditions and sets the emission
characteristics in the interstellar medium (ISM), influences the star formation activity through
molecular cloud dissolution and compression processes, and drives the evolution of the ISM in
galaxies. The [C1I] line provides the kinematics of the gas and is one of the dominant cooling
lines of gas for low to moderate densities and UV fields. The [O1] line traces warm and high-
density gas, excited in photodissociations regions with a strong UV field or by shocks. The
source sample spans a broad range in stellar characteristics from single OB stars, to small
groups of O stars, to rich young stellar clusters, to ministarburst complexes. It contains well-
known targets such as Aquila, the Cygnus X region, M16, M17, NGC7538, NGC6334, Vela,
and W43 as well as a selection of H II region bubbles, namely RCW49, RCW79, and RCW120.
These [C II] maps, together with the less explored [O I] 63 um line, provide an outstanding data
base for the community. They will be made publically available and will trigger further studies
and follow-up observations.
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Figure 5.15: Figure adapted from Schneider et al. (2020), showing the Spitzer 8um map of Cygnus-X
north with the region that will be observed by FEEDBACK (outlined in red). The regions indicated
in black have been currently mapped in the FEEDBACK program.
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Figure 5.16: The predicted [OI] intensity at 63 um for irradiated and non-irradiated C-type shocks as
a function of the velocity. The horizontal line indicates the expected FEEDBACK detection limit.
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5.4 Gravitational inflow to a filament decelerated by isotropic tur-
bulent pressure

In Shimajiri et al. (2019b) a toy model was proposed to explain the mass accretion process on the
B211/3 filament in the Taurus molecular cloud. This toy model works under the assumption that the
filament is accreting mass from intersecting 100 pc scale sheets due to the self-gravity of the B211/3 fila-
ment (without taking the self-gravity of the sheet into account). In order to prevent strong gravitational
acceleration, an isotropic turbulent pressure is invoked which was taken to be the full observed 2CO
linewidth over the filament (0.9 km s™! in the sheet and 1.3 km s~! in the filament). As explained in
Paper-MC, a slightly different scenario for the formation of the Musca filament was proposed. First of
all, it was observed for Musca that the full linewidth can not be used as an isotropic turbulent pressure
that prevents gravitational collapse. But more importantly, we proposed that the converging flow that
forms the Musca filament is not purely the result of self-gravity from a filament. It rather is the result
of converging flows due to bending of the magnetic field by a HI cloud-cloud collision, where self-gravity
of the filament only plays a role on the local scale. Furthermore, it was put forward in Paper-MC that
the gravitational acceleration is not dominantly counteracted by a turbulent pressure but rather by the
magnetic field.

For DR21, it was proposed that a cloud-cloud collision also plays an important role in the star formation
process. In Inoue et al. (2018), it was suggested that the inflow driven by bending of the magnetic field
would be sufficient to form massive stars. However, the study of the DR21 cloud showed that gravity
most likely also plays an important role in guiding the inflow towards the massive star forming cores
and fragments. Furthermore, the turbulent support in the DR21 cloud is very small with respect to the
gravitational energy. It is thus proposed for the DR21 cloud that the bending of the magnetic field also
plays an important role in preventing strong gravitational acceleration until the gas reaches the ridge.

To investigate the Shimajiri et al. (2019b) scenario in more detail, their toy model was applied to
the Musca cloud and DR21 cloud. The toy model is described below and works with a Plummer model
for the filament at the intersection of two sheets that each have an angle (#) with the line of sight. A
Plummer profile is given by

N,
N — 0 : p= Pe (5.1)

)]t )]

with 4 the mean molecular mass, mg the hydrogen mass, Ny the central column density, Ry, the inner
radius where the density profile is flat, p the density power law and p. the central density.
To describe the gravitational potential of the filament in the toy model, the Plummer profile is approx-
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imated by a broken power-law shown in Fig. 5.18

p= Pflat (R' < Ryiat)
R \7?
P = Pflat (Rfl t) (Rflat < R/ < Rout)
Rouwt\ 2( R \7* (52)
P = Pflat <Rfl tt> (R t) (Rout < R/ < R;n@t)
Rout - R,‘ it P / /
P Pflat <Rflat> <Rout ( init )

with p the exponent of the power law for the density distribution, R’ the distance corrected for the
inclination along the line of sight (R’ = R/sin(#)), pfie: the density for R" < Riqt, Rous the outer radius
of the filament and R}, ., the initial radius for this toy model of turbulence counteracting gravitational
acceleration. With this density profile, the gravitational potential can be described by (Hennebelle &
André, 2013)

¢(R/) = GPflatWR/2 (R/ < Rflat)
/ / 2
1—|—21n( al >+2<ln 1 ) (Rfiat < R' < Rowt)
Rifiat Riiat (5.3)
2
1+2In (g"“t> +2 <1n]§0“t>
flat flat

where My;ne and My, 10t are defined by

P(R') = GMijine,flat

P(R') = GMijine,flat

!
+ QGMlinehl < R ) (Rout < R/)
Rout

Miine, fiat = Pflat™ R?clat

R
Mline = pflatﬂ—R?‘[at |:1 + 2In <ROUt >:|
flat

(5.4)

With an assumed constant effective sound speed, the density profile in Eq. 5.2 is responsible for
the pressure gradient to counteract gravity. The pressure gradient force and the conservation of energy
then allow to follow the evolution of the velocity field starting from

1 1
5 Vinie)* + ¢(Rinie) + CZepppinir) = 5V (R)? + @(R') + CF oy n(p(R)) (5:5)
with V(R') the velocity and Cs¢ff (= the linewidth of the average 2CO(1-0) line) the effective sound

speed which is assumed constant over the full cloud. Rewriting the above formula results in the following
expression for the projected velocity field

1 ini
V(R) =V £ \/2 [2(1/2.’7(31_15)2 + ¢(R;,;;) — O(R') + C’ieffln <pp(R’t)>} X cos 6 (5.6)
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Figure 5.17: The velocity profile presented in Shimajiri et al. (2019b) for the B211/3 filament, which was
reproduced with the code that will be used to analyse the Musca and DR21 cloud. The two angles (0)

are the inclination of the two inflowing sheets with respect to the line of sight as proposed in Shimajiri
et al. (2019b).

with V;; the velocity of the filament, and V;?m, R/, ;; and pin the velocity corrected for the inclination,

the distance corrected for the inclination and the density at the starting point for the model.

In the case of a strong isotropic turbulent pressure when approaching the filament, Cg ef fln( 5(1'%;)) can
become smaller than % (Vi’%t)2 + ¢(R;,.;) - #(R’). This leads to the square root of a negative value in

Eq. 5.6. In this case, V(R) is set to V; in the model.

Before applying the mass accretion toy model described above to the Musca cloud, it has to be verified
that the model works properly. This can be done by using the input values from Shimayjiri et al. (2019b),
which are given in Tab. 5.2, and verifying that the resulting velocity profile is exactly the same as the
profile presented in the paper. The obtained velocity profile for B211/3 is presented in Fig. 5.17, and
indeed looks exactly like the result in Fig. 6 of Shimajiri et al. (2019b). The code can thus be used to
study the velocity field in Musca and DR21 as well.

5.4.1 Input parameters for Musca and DR21

The input parameters for Musca are not the same as for the B211/3 filament. For the initial radius
of the model, a generally considered size of 6 pc for the Musca cloud is used (e.g. Kainulainen et al.,
2016; Hacar et al., 2016; Tritsis & Tassis, 2018). For the central density the result from the RADEX
calculations, namely ny, = 10* cm™3, was used. For the filament velocity, 3.2 km s~! from Hacar
et al. (2016) is taken, and an initial velocity of 1.8 and 2.1 km s~! is taken for the two sides of the
filament. This choice is supported by the PV diagram that was derived from the NANTEN2 data. For
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the effective turbulent sound speed, an upper limit of 0.4 km s~! was found for the ambient cloud while

observations towards the strand and crest have indicated an upper limit of 0.2 km s~! there. The den-
sity power law index (p) of the ambient cloud is varied between 1 and 1.5 as in Shimajiri et al. (2019b),
and for the filament a density power-law index of 2 is used which is consistent with the reported 2.2
+ 0.3 power-law index based on the Herschel observations for Musca (Cox et al., 2016). The resulting
density profile for these input parameters is displayed in Fig. 5.18. Lastly, the inclination of the inflow
with respect to the line of sight is varied between 20° and 80° to take into account the full range of
possible orientations. All these input parameters are summarized in Tab. 5.2.

The input parameters for the DR21 models are also presented in Tab. 5.2. In this toy model for
DR21 it is assumed that a Plummer profile with a relatively constant central density can describe the
DR21 ridge. A first point of discussion is the central density. In Girart et al. (2013), an average density
of ng, = 2:10° cm™—3 was proposed based on the data from Motte et al. (2007). This is however signifi-
cantly lower than the central density of the DR21 ridge. Combining the column density at the center of
the ridge, which easily reaches Ny, = 5-10%% cm™2, with an assumed central area of 0.1 pc, it is found
that the central flat density of the DR21 ridge could reach ng, ~ 2-:10% cm™3. This gives an order of
magnitude difference with the average estimated density of the DR21 ridge. For the density power law
decrease, p = 2 is assumed. For Ry, a proposed typical value of 0.05 pc is used, and for the outer
radius of the ridge a value of 0.4 pc is taken which is consistent with 0.34+0.12 pc in Hennemann et al.
(2012). Based on the IRAM 30m information, the filament velocity is -3.5 km s~! (Schneider et al.,
2010), and the maximal possible effective sound speed is 1.4 km s~! in all structures of the model. This
value corresponds to the linewidth of the average spectrum over the full cloud, and thus assumes that
the entire linewidth of the spectrum contributes to an isotropic turbulent pressure. As for the B211/3
filament in Taurus, this is a generous assumption. The two intersecting sheets are assumed to have
Vinit = -1.0 km s™!, which can be expected from the PV diagram of the JCMT observations. Lastly,
Rl = 10 pc and p = 1-1.5 is used for the intersecting sheets in DR21 (as in B211/3). As for Musca,
the inclination of the sheets with respect to the line of sight is varied between 20° and 80°.

5.4.2 The gravitational potential and effective pressure

In this study of the Shimajiri et al. (2019b) toy model to investigate if turbulent pressure can indeed
slow down gravitational inflow towards the filament, multiple initial conditions (model 1, model 2,...)
will be considered for Musca in the range of input parameters that are given in Tab. 5.2. In total, 6
models are considered which are summarized in Tab. 5.3. In each of these models, the angle of both
sheets with respect to the line of sight is varied between 20°- 80°. In model 2, the scenario is considered
where the filament (R’ < Ryy¢) has a lower turbulent pressure than the intersecting sheets. Lastly, in
model 6, a scenario is considered that is not supported by the observations with C, ¢y = 0.6 km s71
to study the importance of the isotropic turbulent pressure.

Before studying the velocity profiles that are produced by the different models, the evolution of the
gravitational potential and turbulent energy terms will be examined to better understand the results.

When examining equation 5.6, it is found that the term ¢(R},;,) - ¢(R') + C? effln< Lot ), expressing

init p(R’)
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component | parameter Musca B211/3 DR21
n%;, 10 em™  4.5x10% em™®  2:10°-2-10% cm ™3
) 2 2 2
filament Ryiat 0.056 pc 0.03 pc 0.05 pc
Rout 0.4 pc 0.4 pc 0.4 pc
\4 3.2 km s~! 6.2 km s—! -3.5km s !
Cseff 02-04kms™! 1.3kms! 1.4 km st
Vinit 1 1.8 km st 6.8 km s—! -1.0 km s 1
Rinita 6 pc 10 pc 10 pc
sheet 1 01 20° - 80° 70° 20° - 80°
P1 1-1.5 1 1.5
Cserr | 02-04kms™  09kms! 1.4 km s™!
Vinit,2 2.1 km s~} 4.4 km s~1 -1.0 km s7!
Rinit .2 6 pc 10 pc 10 pc
sheet 2 0 20° - 80° 20° 20° - 80°
P2 1-1.5 1.5 1
Cserr | 02-04kms™  09kms! 1.4 km st

Table 5.2: The (range of) input parameters for the toy model from Shimajiri et al. (2019b) for Musca,
DR21 and the B211/3 filament.
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Figure 5.18: The density profiles used for Musca. The central area has a constant density (ng, = 10*
cm ™3 ), followed by an R’ ~2 decrease up to the outer radius of the filament (Rout). Outside the filament,

the density profile decreases following R’~1® (orange) or R’~! (blue)

density is assumed.
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parameter model 1 model 2 model 3 model 4 model 5 model 6
P1 1. 1. 1. 1.5 1.5 1.
P2 1. 1. 1. 1.5 1.5 1.
0, 20°-80° 20°-80° 20°-80° 20°-80° 20°-80° 20°-80°
0o 20°-80° 20°-80° 20°-80° 20°-80° 20°-80° 20°-80°
Csefs 04kms™ | 04kms ! |02kms!|04kms' |02kms" |06kms?
Cs,eff, filament | 0.4 km sT1102kms™ ! | 02kms™! | 04kms™! | 02kms! |0.6kms?

Table 5.3: The input values from Tab. 5.2 that were varied for the Shimajiri model of the Musca cloud.
The angle of both sheets with respect to the line of sight are varied for each model between 20° and
80°.

the role of gravity and turbulent pressure, is essential to the evolution of the velocity profile.

Fig. 5.19 studies the evolution of ¢(R/,;,) - #(R’) and Cieffln(l’;("%f» as a function of the corrected
distance (R') from the center of the filament for the six models presented in Tab. 5.3. The evolution of
the specific energy is shown for four different angles between 20° and 80° in each model.

Fig. 5.3 shows that the gravitational and turbulent specific energy in models with C, .y = 0.4 km s~!
(model 1, model 4) have a very similar evolution. Models with Cs ¢ = 0.2 km s™! (model 3, model 5)
on the other hand, have a significantly lower turbulent specific energy than gravitational specific energy.
In model 2, the changing effective sound speed when entering the filament leads to a sudden jump in
the turbulent specific energy evolution, and demonstrates that the observed low turbulent linewidth in
the filament crest is insufficient to provide significant support against gravitational acceleration. With
the last model, model 6, it is found that a significant isotropic turbulent linewidth is necessary to
truly counteract the gravitational potential. All these models also demonstrate that a higher density,
assuming a constant effective sound speed, leads to an increasing importance of turbulent pressure with
respect to gravity.

5.4.3 The predicted velocity profiles

Before starting an in depth study of the velocity profiles, it is first noted that the observed PV diagram
of the Musca cloud requires a particular configuration for the intersecting sheets with respect to the fil-
ament crest. It requires that both intersecting sheets are coming from behind the filamentary structure
from our point of view, as is illustrated in Fig. 20 of Paper-MC. The same requirement is valid for the
DR21 cloud, only there the intersecting sheets are located in front of the ridge.

In Fig. 5.20, the velocity profiles predicted by the Shimajiri model are presented for the 6 considered
initial conditions from Tab. 5.3. It is observed that with the relatively low upper limit of the effective
turbulent sound speed (< 0.4 km s~ 1), it is difficult to counteract the gravitational acceleration by the
Musca filament. Only at a high turbulent effective sound speed above the observational constraints,
described by model 6, it is possible to sufficiently reduce the gravitational acceleration. Furthermore,
it is observed that none of the models manages to accurately follow the evolution of the velocity field
as observed in the Musca cloud, in particular close to the filament, which suggests that different mech-
anisms are at work in the Musca cloud.
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Figure 5.19: The evolution of the gravitational (blue) and turbulent (red) specific energy terms in the
Shimajiri model as a function of the distance for the 6 different Musca models presented in Tab. 5.3.
Each plot shows the evolution for different projection angles (6) of the sheets at 20°, 40°, 60° and 80°.
The grey vertical lines indicate r = 0.4 pc. 167



Most likely, the magnetic field plays an important role in the evolution of the velocity field in the Musca
cloud, which would be expected based on the Inoue model. It should also be noted that the presence
of low-velocity filament accretion shocks near the Musca filament can also provide an important con-
tribution to the evolution of the velocity field in the vicinity of the Musca filament.

When closely inspecting the observed velocity profile of the B211/3 filament in Shimajiri et al. (2019b),
see Fig. 5.10, it can be observed that close to the filament there are significant deviations of the velocity
profile from the predictions by their toy model. This suggests that near the filament one must also take
into account other physics than gravity and isotropic turbulent pressure. For example, low-velocity
filament accretion shock might also play a role there.

For DR21, two models were run with the toy model. One using n%,g = 2:10° cm™3 and the other
one using n(}b = 2.10% cm™3. For both models, sheet 1 has a density power law decrease of p = 1.5
and sheet 2 has p = 1. This allows to study the dependence on the density profile for the possibly
intersecting sheets. The resulting velocity profiles are presented in Fig. 5.21, demonstrating that the
maximal possible isotropic turbulent pressure is insufficient to counteract the predicted gravitational
acceleration by the model. For the considered initial conditions of DR21 it is thus found that the Shi-
majiri model does not manage to reproduce the observed velocity profile. In both cases, the predicted
gravitational acceleration by the toy model is significantly higher than observed. This points, as for
Musca, to an important role of the magnetic field in the DR21 cloud to maintain the smooth observed
velocity profile. From the virial analysis, it was proposed that self-gravity of the cloud is relatively
important, even on large scales. These results suggest that, though gravity can be the driver of the
accretion, there is significant competition between gravity and the magnetic field in the DR21 cloud to
maintain a smooth velocity profile.

Lastly, based on the problems of the Shimajiri toy model to reproduce the velocity fields of Musca and
DR21, it is possible that the magnetic field is also the main force to counteract gravitational accelera-
tion in B211/3. Furthermore, it was already indicated in Sec. 5.3.1 that the PV diagram of the cloud
around B211/3 can be explained by the Inoue model.

5.5 The magnetic field in the ambient cloud and dense filament

5.5.1 The Planck magnetic field in the Musca and DR21 cloud

It was proposed for the Musca cloud that the magnetic field drives the inflow from the ambient cloud
to the filament. This requires that the magnetic field is the dominant force in the ambient cloud of
the Musca filament. At the moment, there are no direct measurements for the magnetic field strength
in the Musca cloud. The polarised dust emission from Planck at 353 GHz however shows that the
magnetic field is highly organised in the ambient cloud and perpendicular to the Musca filament (Planck
Collaboration et al., 2016¢; Cox et al., 2016). In e.g. Soler et al. (2013) and Seifried et al. (2020) it was
shown that such an organised structure of the magnetic field in the ambient cloud indicates that the
magnetic field is dominant in this region.

The Planck telescope covered the full sky. It is thus possible to study the magnetic field orientation of
the Cygnus-X region and in particular the magnetic field around the DR21 ridge. The possibilities of
this study with Planck are limited because of the poor spatial resolution of 4.8', which corresponds to a
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Figure 5.20: The predicted velocity profiles (blue) by the Shimajiri model from the 6 initial conditions
(models) for Musca specified in Tab. 5.3. The velocity profile in red is the observed velocity profile of
Musca in the PV diagram. With the presented models, it is difficult to reproduce the observed velocity
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Figure 5.21: Left: The predicted velocity profiles (blue) by the Shimajiri model for DR21, assuming a
central density n?% = 2.10° ecm™3. The first sheet (r < 0), which reaches the highest peaking velocity,
has p = 1.5. The sheet at the other side (r > 0) has p = 1. The observed velocity profile of the DR21
cloud in the PV diagram is shown in red. Right: The same, assuming a central density n%z = 2.10°
cm™3. In this case, the gravitational dominance of the ridge is so large that the different power law
exponent for the sheets has basically no effect on the predicted velocity field.

physical size of 2.0 pc in Cygnus-X. The map of the Planck magnetic field orientation for DR21 is shown
in Fig. 5.22. This figure suggests a significantly more complex magnetic field than in the Musca cloud,
shown in Fig. 3.5, where the orientation is nicely perpendicular to the ridge. The proposed large scale
importance of gravity in DR21, in combination with the proposed magnetic field bending, might play
an important role in the observed complex large-scale magnetic field. However, no typical hourglass
shape for collapsing cores/clumps is observed either. The limited spatial resolution might play a role
in this. Higher spatial resolution (~ 20”) large scale mapping, which will be possible with the B-BOP
receiver on the proposed SPICA telescope, will unveil the large scale structure of the magnetic field
around massive star forming ridges in detail.

5.5.2 Prospective: Striations in Musca and subfilaments in DR21

Both in the Musca and DR21 clouds, it is observed that there is a main star forming filamentary
structure with lower density filamentary structures in the ambient cloud. In Musca, these lower density
structures are called striations which are closely aligned with the orientation of the magnetic field (Cox
et al., 2016). Based on the column density contrast, it was proposed by Tritsis & Tassis (2016) that
striations are the result of the coupling between density inhomogeneities and MHD waves. This is in
contrast to the view proposed by Palmeirim et al. (2013) who suggests that striations are filamentary
streams of gas along the magnetic field lines towards the star forming filament. In this ‘streamer’ point
of view, it can be considered that the subfilaments that are flowing towards the DR21 ridge are simply
a denser version of striations (Ballesteros-Paredes et al., 2020). In that case one would expect that
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the magnetic field and the subfilaments of DR21 are roughly aligned. First of all, it should be noted
that the subfilaments of DR21 are not all perfectly perpendicular to the ridge as is observed for the
striations of Musca. But specifically, this would imply that the magnetic field orientation is aligned
with the subfilaments of DR21. The resolution of the Planck observations is far from sufficient, but
the obtained magnetic field orientation with the Planck observations does not appear to agree with
this. In Fig. 5.22, it can be observed that the Planck magnetic field rather appears perpendicular
to the subfilaments of DR21. This would suggest that the subfilaments of DR21 rather resemble star
forming filaments than the striations of Musca. However, higher resolution magnetic field orientation
observations will be required to address this question. Both the high sensitivity of the NIKA2 receiver
on the IRAM 30m telescope and the HAWC™ receiver on SOFIA could provide indications for this
with the magnetic field orientation towards the subfilaments. However, for an in depth analysis of the
subfilaments and ambient cloud, the sensitivity of B-BOP on SPICA will be required.
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Chapter 6

Massive dense cores and the initial
mass function

6.1 Massive dense cores in Cygnus-X North

In the previous sections, the physical processes were studied that play a role in the formation of dense
filamentary gas in low- and high-mass star forming regions of the ISM. In this section, the focus will
shift to dense cores and in particular massive dense cores (MDCs). The formation and stability of these
MDCs will be investigated, to study how this could be related to dense gas gathering discussed in the
previous sections and how this could affect the star formation process.

6.1.1 A lack of high-mass prestellar cores

The massive equivalent of dense cores, so-called massive dense cores (MDCs), are observed in high-mass
star forming regions (e.g. Beuther et al., 2002a; Rathborne, Jackson & Simon, 2006; Motte et al., 2007,
2018; Butler & Tan, 2012; Tigé et al., 2017). However, unlike low-mass stars, evidence of massive
prestellar cores, even for a short lifespan, remains scarce (e.g. Louvet et al., 2019; Peretto et al., 2020).
Statistically studying the physical properties of massive dense cores thus allows to investigate under
which conditions massive stars form, how this affects the IMF and why there possibly might not
be massive prestellar cores. Simultaneously, it can be studied how the proposed role of large-scale
gravitational inflow and the magnetic field are related to the observed conditions in the MDCs.

At the interface of the evolution of MDCs and how dense filamentary structures form, the question
also arises on the difference between filament hubs, MDCs and ridges, and if this affects the process of
(high-mass) star formation in these structures. To reiterate, filament hubs are intersections of inflowing
filaments that can have a relatively spherical appearance (Myers, 2009; Schneider et al., 2012; Peretto
et al., 2013) while ridges are high column density (Ng, ~ 10% cm™2) filaments (Hartmann & Burkert,
2007; Hill et al., 2011) which can have associated filaments that are connected to this ridge (also called
subfilaments; Hennemann et al., 2012). MDCs on the other hand can be found in ridges and filament
hubs, but Fig. 6.1 and Motte et al. (2007) show that some MDCs can be found in relative isolation.
Higher resolution observations of several MDCs also show indications of possible filamentary gas in the
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MDC vicinity ~ 0.1 pc (Bontemps et al., 2010b; Fechtenbaum, 2015), which could suggest that MDCs
in isolation are in fact small filament hubs.

6.1.2 The physical conditions in massive dense cores in Cygnus-X north

Recently, a census of MDCs has been extracted in the Cygnus-X regions from the Herschel data (Cao
et al., 2019). These MDCs were extracted using the getsources code (Men’shchikov et al., 2012). In
a simultaneous effort, MDCs are being extracted in the HOBYS maps with a different method. This
core extraction code is based on the principles of CUTEX (Molinari et al., 2017) and works with second
derivatives in the column density maps to identify a core (Bontemps et al., in prep.). A 2D gaussian
is fitted to the core after subtraction of the background using interpolation. In contrast to the get-
sources code this source extraction gives more control and a clearer constraint on how an extracted
core is defined (a gaussian fit on high curvature peaks). A comparison of these extracted cores with
the extracted cores by the getsources code is work in progress by Bontemps et al. Here, a further
analysis of the sample of MDCs with masses above 30 Mg, in Cygnus-X north will be presented. This
sample contains a total of 54 cores with a mass above 30 Mg. The maximal mass of the MDCs in the
sample is 497.6 M. Further analysis of these MDCs is based on complementary information for each
core from Spitzer observations of the Cygnus-X region (Kraemer et al., 2010), NH3 observations of the
KEYSTONE program (Keown et al., 2019), and CS(2-1), NoH*(1-0) and C**O(1-0) observations with
the FCRAO telescope (Simon et al., 2006¢; Schneider et al., 2007, 2010, 2016b).

Figure 6.1 shows the spatial distribution of the MDCs with the most massive cores (> 60 Mg) high-
lighted in black. It is observed that the most massive cores are concentrated in the DR21 ridge and that
WT75N contains a second crowded region of MDCs. This suggests that most MDCs are located in the
northern areas of Cygnus-X north. In the other regions (DR17, DR20, DR22 and DR23), the distribu-
tion of MDCs is less compact. Interestingly, these four regions are associated with well developed HII
regions (e.g. Furst et al., 1990; Reich et al., 1990; Taylor et al., 2003). This could indicate that the ob-
served MDCs in these regions trace the last evolving MDCs or a second wave of massive star formation
as a result of compression by the feedback from massive stars that are in formation or have recently
formed. This can fit with the observed presence of early-type stars in these regions by Comerén et al.
(2008). The concentration of MDCs could then be an indicator to evaluate the evolutionary state of a
massive star forming cloud. This idea of feedback, e.g. in the form of an expanding bubble, responsible
for a second wave of MDC formation explains the distribution of MDCs on an arc-like structure in
DR20, while in DR17 the MDCs have a circular distribution around a relatively low column density
region with known radiocontinuum emission. This scenario would suggest that external compression is
again the trigger of what will eventually lead to intermediate and possibly high-mass star formation.

Temperature and luminosity of the MDCs

In this section, some results obtained with the Herschel and Spitzer data will be presented before
addressing the dynamics of the cores.

First of all, the contribution of submillimeter emission to the total luminosity of the cores can be studied.
The submillimeter contribution is defined by A > 350 ym (Andre, Ward-Thompson & Barsony, 2000).
Similar to the result for NGC 6334 (Tigé et al., 2017), it is found in Fig. 6.2 that Lgupmm/Lbol is
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generally larger than 1% for masses higher than 30 Mg. In the case of low-mass cores, this one percent
threshold can be used to differentiate class 0 from class I protostars. Class 0 protostars were defined
by Lsubmm/Lbol > 1%. However, because of the significant differences between low- and high-mass star
forming regions this threshold might not be directly applicable for MDCs (Hennemann et al., 2010;
Tigé et al., 2017).

In Fig. 6.3, it is found that the bolometric luminosity increases with the core mass. This correlation
could indicate an increasing mass for the MDCs over their lifetime as a result of mass accretion by
the MDC from the surrounding clump. However, it should be noted in the evolutionary models of
protostellar cores presented in Duarte-Cabral et al. (2013) that the start of protostellar evolution begins
at a higher bolometric luminosity for high mass stars than low-mass stars, see Fig. 6.3. This higher
start luminosity, which is also observed in luminosity models of clumps (Molinari et al., 2008, 2019), is
related to the larger accretion rate for high-mass star forming cores, which leads to a higher accretion
luminosity. The accretion luminosity is given by (Duarte-Cabral et al., 2013)

Lacc (t) = GMﬁEt(ll;/‘[acc

(6.1)
with M, and R, are the protostellar mass and radius which are obtained from protostellar evolution
tracks for large accretion rates calculated by Hosokawa & Omukai (2009). More information on the
evolutionary tracks and the intermittent accretion variation can be found in Duarte-Cabral et al. (2013).
Comparing the starting point in the evolutionary diagram of Duarte-Cabral et al. (2013) with the ob-
served bolometric luminosities in Fig. 6.3, it found that some MDCs over the full mass spectrum are
located under the start luminosity of the evolutionary tracks. This is not necessarily an inconsistency
because it was shown in Bontemps et al. (2010b) that protostars are located in subfragments of these
MDCs which contain only a part of the total mass of the entire MDC. Furthermore, Duarte-Cabral et al.
(2013) showed that these protostellar cores inside the MDCs are located on the evolutionary tracks.
Inspecting Fig. 6.3 thus indicates that the increasing observed bolometric luminosity as a function of
the core mass is no direct evidence of increasing core mass with increasing lifetime.

Fitting the SED of the MDCs also provides a dust temperature for each core. Fig. 6.4 presents
the evolution of the dust temperature as a function of the core mass, showing that the MDC temper-
atures vary between 10 and 45 K. It also shows a tendency of increasing dust temperature with core
mass. This could be an indication of:

e Possible gravitational inflow in MDCs, where part of the gravitational energy that is radiated away
could increase the dust temperature because of the high opacity of these massive cores.

e Internal and external heating from compact objects in and around the more massive cores. This
would imply that there are more, or warmer compact objects located in the most massive cores.

e Another possible heating mechanism would be shocks from converging flows in these MDCs. In
Csengeri et al. (2011b), indications of such heating were found for several MDCs in Cygnus-X north.
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Figure 6.2: Left: The fraction of the submillimeter contribution to the total luminosity as a function
of the core mass. Right: The deconvolved size of the MDCs in arcseconds as a function of the core
mass.

However, the possible extra thermal support due to the higher temperatures is only marginal as the
cores are significantly more massive than the mass that can be supported by isothermal cores at these
temperatures. Assuming a core radius of 0.2 pc would require 70 K for virial support in a 30 Mg
core and up to a 1000 K for a 400 Mg core. A way to further investigate this temperature rise is to
study the gas kinetic temperature in the cores. This can be done with the NH3(1,1) and NH3(2,2) line
observations by the KEYSTONE project using the Green Bank telescope (Keown et al., 2019). In the
first statistical analysis with the KEYSTONE data of Herschel dendogram leaves in several high-mass
star forming regions, a correlation between the NHs temperature and clump mass was found. However,
it was found that this correlation was not very robust. Inspecting the kinetic gas temperature from
NHj at the location of the cores in Fig. 6.4, a tendency of increasing temperature with core mass is
again observed similar to the dust temperature. This tendency is noisy, but seen both for gas and dust.
A possible way to investigate whether heating by compact objects gives rise to a higher temperature in
the most massive objects, is looking for strong emission of the NH3(3,3), NH3(4,4) and NHj3(5,5) lines,
which traces warm (> 100 K) NH3 gas, in the KEYSTONE data.

The core extraction also provides a deconvolved core size for each extracted core. In general, the MDC
size is found between 10”-30”, see Fig. 6.2. At a distance of 1.4 kpc for the Cygnus-X region (Rygl
et al., 2012) this corresponds to a physical size of 0.068 to 0.2 pc. Fig. 6.2 also shows that there is no
clear correlation between the extracted core size and core mass.

Dynamics of the MDCs

To obtain a first idea of the MDC dynamics, the survey with the SEQUOIA receiver on the FCRAO
telescope was used which covers CO(1-0), C'¥O(1-0), CS(2-1) and NoHT(1-0) (Simon et al., 2006c;
Schneider et al., 2006, 2007, 2010), toghether with the KEYSTONE NHj data. These surveys have their
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Figure 6.3: Left: The bolometric luminosity of the massive dense cores as a function of their mass. The
dashed line indicates the initial luminosity of protostellar cores in the evolutionary diagram on the right.
Right: The evolutionary tracks for low- and high-mass protostars combined with the observational
results for class 0 (green) and class I (red) low-mass protostars, and high-mass protostellar fragments
in Cygnus-X (blue). This figure was adapted from Duarte-Cabral et al. (2013).
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Figure 6.4: Left: The dust temperature of the MDCs as a function of the core mass. Right: The
kinetic temperature obtained from NHj3(1,1) and NH3(2,2) (Keown et al., 2019) at the location of the
MDCs as a function of the core mass.
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Figure 6.5: Top left: The integrated C'¥0(1-0) FCRAO map of the Cygnus-X north region. The
brightest filamentary structure is the DR21 ridge. The C'®0O(1-0) emission also traces some extended
gas. Top right: The same for CS(2-1). Bottom left: The same for NoH*(1-0). Bottom right: The

same for NH3(1,1).
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limitations, but they allow a first evaluation of the MDC dynamics at different densities to study the
MDC evolution and how this affects high-mass star formation. In particular the spatial resolution is a
limiting factor for both surveys. The observations with the FCRAO telescope have a spatial resolution
of 45-50” with a main beam temperature noise rms of ~ 0.4 K within a spectral resolution of 0.1 km
s~!. The KEYSTONE observations, have a spatial resolution of 32" and a spectral resolution of 0.07
km s~!. Within this spectral resolution, the data has a typical noise rms between 0.1 and 0.15 K. Both
surveys thus have difficulties to spatially resolve the MDCs. As a result, when studying the dynamics
of the MDCs with these lines, it should always be taken into account that it also traces more extended
emission than only the gas in the MDCs.

The integrated intensity maps of the different molecular lines are presented in Fig. 6.5. It shows that
CS(2-1) and C*O(1-0) trace the dense structures and also trace more extended emission. Though CS
also experiences depletion (Pagani et al., 2005), it was observed that CS might trace slightly denser gas
than C180 (Tafalla et al., 2004) which would explain the detection of CS isotopologues at the center
of massive protostellar fragments with high angular resolution observations (e.g. Molet et al., 2019).
NH3 and NoH™ on the other hand only trace the dense gas in the star forming filaments as is expected
from previous observations (e.g. Ho & Townes, 1983; Tafalla et al., 2002; Caselli et al., 2002). NH3 in
particular highlights the filamentary structure of the dense gas in Fig. 6.5, similar to the results of the
recent NH3 survey of nearby star forming clouds in the Gould Belt (Friesen et al., 2017).

In order to extract the dynamic information from the molecular line emission towards each of the
MDCs, it was assumed that the spectrum can be characterised by a single gaussian in all molecular
lines. With the current observations, this is the best that can be done. The results presented here are
evaluated at the native resolution of the FCRAO and KEYSTONE data which have a slightly different
spatial resolution (~ 45” and ~ 30”). For the KEYSTONE observations, single gaussian fitting to all
the spectra in the map was already performed by Keown et al. (2019) with the pyspeckit package (Gins-
burg & Mirocha, 2011), providing the NH3 column density, kinetic temperature, velocity dispersion and
line-of-sight velocity. For each MDC, the location in the KEYSTONE map was determined using the
Astropy software (Astropy Collaboration et al., 2013, 2018) to get dynamic information from NHjs.
For the FCRAO observations, the C!¥0(1-0) and CS(2-1) line were fitted with a single gaussian pro-
viding the linewidth and line-of-sight velocity. The CS(2-1) and C'80(1-0) spectra towards six selected
MDCs are presented in Fig. 6.6, showing that generally a single gaussian fit should be acceptable.
However, in the two most massive cores, inverse P-Cygni self-absorption effects are found for CS(2-
1) which makes a gaussian fit less representative. The NoH™(1-0) fine-structure was fitted with the
CLASS software!'. Because the Cygnus-X north region has two main velocity components, the fit was
done twice. In a first run with an initial guess for the velocity of the -3 km s~!, and in a second run
with an initial guess for the velocity of the 10 km s~!. After the two runs, the fit with the best x? was
saved for further analysis.

First of all, the detection frequency for each of the molecular lines towards the MDCs is presented
in Tab. 6.1 as a function of the minimal mass. It is found that the cores are always detected in all
studied lines above 100 M, and that 80 % of the MDCs (above 30 M) are detected in all the studied

"https:/ /www.iram.fr/TRAMFR,/GILDAS/doc/html/class-html/class.html
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transition | no data | 30 Mg | 40 Mg | 50 Mg | 60 Mg | 70 Mg | 80 Mg | 90 Mg | 100 Mg
CS(2-1) 4 1955 % [943% | 96.2% | 100 % | 100 % | 100 % | 100 % | 100 %
0
4

C180(1-0) 89.6 % | 91.7 % | 92.6 % | 100 % | 100 % | 100 % | 100 % | 100 %
NoH*(1-0) 79.5 % | 829 % | 923 % | 95.5 % | 94.7 % | 93.3 % | 92.3 % | 100 %

Table 6.1: The number of MDCs that were not covered for each transition, followed by the detection
frequency as a function of the minimal mass of the MDC. At masses above 100 Mg, each of the lines
is always detected.

molecular lines. The fact that CS(2-1) and C'®O(1-0) trace lower density gas is also reflected in the
detection rate. Both transitions are more easily detected in lower mass MDCs than NoH™(1-0).
The evolution of the linewidth for the different molecular lines is presented in Fig. 6.7 as a function of
the core mass. An increase of the observed linewidth with increasing core mass is found for all lines. The
linewidth also significantly depends on the observed molecule. CS(2-1), which appears to trace the most
extended emission, generally has the largest linewidth, followed by C!¥O(1-0). This larger linewidth of
CS(2-1) might also be affected by opacity broadening since CS(2-1) is generally quite optically thick.
NyoH*(1-0) and NH3 have the lowest linewidth. Though NHj is not smoothed to the same resolution
as the FCRAO data, the 20-29 % difference in beamsize should not strongly affect this result. There
is thus a clear linewidth change from the transitions that trace more diffuse gas to the transitions that
trace the interiour of the MDCs. The slightly larger beamsize of the spectral line observations than
the MDC size has to be emphasized but, if the linewidth can be considered as a proxy of an effective
turbulent pressure, these observations could indicate that the dense interior (small linewidth) of MDCs
is embedded in a higher pressure medium (larger linewidth).
Examining the linewidth evolution for the individual transitions in more detail by fitting a Larson law
given by (Larson, 1981)

o=a- M (6.2)

provides further information. ¢ is the spectral linewidth, and a and « are the prefactor and exponent,
respectively. These fitting results are summarized in Tab. 6.2 and confirm the observed trends in Fig.
6.7. It is found that C'¥*O(1-0) closely follows the predicted Larson law with basically the same values
for @ and a. The other tracers have a significantly different prefactor and a higher exponent. This
higher exponent results in a more rapid increase of the linewidth as a function of mass. It is found in
Tab. 6.2 that NH3 and NoH™' have a very similar exponent and that CS has an exponent between the
value for C'®0 and the values for NH3 and NoHT. As CS is expected to trace gas up to higher densities
than C'0, this suggests a correlation between the exponent and the density in the MDCs traced by
the molecule. These observations first of all suggest that the scaling relation observed with CO might
be in part related to depletion at high density, and thus only trace the lower density dynamics (ng, <
10* cm™3) of clouds and cores. Because of the significant role of gravity in massive star forming regions,
this rapidly increasing linewidth and changing Larson exponent might be the result of an increasing
role of gravitational collapse.
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Figure 6.6: The observed CS(2-1) (in black) and C*¥0O(1-0) (in red) spectra towards 6 selected MDCs.
It demonstrates that in general, fitting a single gaussian can provide a descent fit. However, in the
spectra towards the most massive cores (top middle spectrum), there can be self-absorption effects for

CS(2-1).
parameters ‘ (Larson, 1981) ‘ CS(2-1) ‘ C'80(1-0) ‘ NoH'(1-0) ‘ NH;
a 0.42 0.29 £ 0.004 | 0.36 &= 0.007 | 0.15 &£ 0.002 | 0.13 £+ 0.003
o 0.20 0.31 & 0.002 | 0.21 4+ 0.003 | 0.35 & 0.003 | 0.36 &+ 0.007

Table 6.2: The two parameters of the Larson law for the evolution of the molecular linewidth as a
function of the mass for the considered MDCs in Cygnus-X north. It also presents the values from
Larson (1981) based on '3CO observations towards molecular clouds.
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show the fit ¢ o« M® for each molecular line. It is observed that C'®O(1-0) follows the Larson evolution,
while the other lines do not.

6.1.3 Gravitational stability of massive dense cores

A Bonnor-Ebert sphere describes a self-gravitating isothermal core located in a pressurised medium,
which is in hydrostatic equilibrium. The density profile in the core then provides support against
the self-gravity of the core. In a more general view, turbulent pressure and the magnetic field can
also provide support in a core against gravitational collapse and further fragmentation. The Bonnor-
Ebert spheres originate from the Lane-Emden equation which describes the hydrostatic equilibrium of
a self-gravitating core

2 [P nte )| = =S e /o) (63)

with pg the central density and cg the isothermal sound speed. A Bonnor-Ebert sphere also assumes
that the core is non-singular at its center.

These hydrostatic dense cores have a critical mass, the so-called Bonnor-Ebert mass (Mpg). Above this
critical mass, the core will experience gravitational collapse. The Bonnor-Ebert mass is given by

4 C2

¢
Mpg = 1.18—-"— = 24Rpg—~ 6.4
BE P /b BEG (6.4)
with pg the external pressure and Rpg the size of the Bonnor-Ebert core. Taking into account uniform
turbulent support in the core, cs can be replaced with the turbulent linewidth. Since we have the size,
mass and information on the thermal and turbulent support of the MDCs in Cygnus-X north, this
allows to study whether (some of) the MDCs can be in hydrostatic equilibrium.
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In Fig. 6.8 it is shown that the Cygnus-X north cores are significantly more massive than the Bonnor-
Ebert masses when taking into account only thermal support at temperatures between 10 and 40 K.
Fig. 6.8 also shows that an isothermal temperature of ~ 300 K is required for most MDCs in Cygnus-X
north to be possible Bonnor-Ebert spheres, i.e. in equilibrium. With the estimated linewidths for the
MDCs in Cygnus-X north, it is possible to study whether isotropic turbulent pressure could result in
hydrostatic equilibrium. In Fig. 6.9, the ratio of the Bonnor-Ebert mass over core mass is presented
for each core as a function of the mass for the different observed molecular lines. First of all, note
that the beamsizes of the molecular line observations are larger than the core sizes. This indicates that
the applied molecular linewidth is likely an upper limit for the actual linewidth of the core, since the
observations also take into account slightly more extended gas and possibly have more than one velocity
component. As it was already noted that the linewidths depend on the molecular line, it comes to no
surprise that the results here are also dependent on the line that is considered. However, as NH3z and
NoH™T are tracers of the dense interiour of the MDCs it is expected that the results from these lines are
representative for the MDCs, while C'80 and CS rather trace the gas embedding the MDCs. Inspecting
Fig. 6.9 it is observed that NoH' and NHj indicate that the core mass for all MDCs with a mass above
30 M, is above the Bonnor-Ebert mass. This suggests that all these cores in Cygnus-X north are not in
hydrostatic equilibrium but rather gravitationally collapsing. When considering C**O(1-0) and CS(2-1)
as accurate tracers of the MDC interiour, this is not entirely true. These lines indicate a higher mass
(~ 70 M) where the MDCs can no longer be in hydrostatic equilibrium.

To conclude, without information from the magnetic field, the MDCs in Cygnus-X appear to be gravi-
tationally unstable. This suggests that the evolution of MDCs both in isolation and in hubs/ridges is
driven by gravitational collapse. For increasing mass of the MDCs, the role of gravity becomes increas-
ingly important which could indicate that more massive MDCs are generally located in regions that
are increasingly dominated by gravity on large scales and that the mass of MDCs is mainly determined
by gravitationally driven accretion. This fits with the observation that the most massive MDCs are
predominantly located in the DR21 ridge.

In the previous section, it was proposed that the formation of hubs and ridges in Cygnus-X north was
triggered by a GMC collision. From the isolated MDC locations in Fig. 6.1, it was proposed that they
might form in a compressed region by feedback from newly formed nearby stars. This suggests that both
for clustered and isolated MDCs, external compression can trigger their formation. In the compressed
layer, gravity then takes over to form massive stars. The only difference might be that isolated MDC
formation is triggered by local compression, such that isolated MDCs might indeed be small filament
hubs. However, further studies will have to verify the presence of expanding shells with e.g. [CII]. High
resolutions will also be necessary to confirm that these isolated MDCs have small scale filaments and
study if they have asymmetric inflow that is predicted by the Inoue et al. (2018) mechanism.

Prospective: Stability in dense cores from low- to high-mass

In the previous section, the first results for the most massive cores in Cygnus-X north were discussed.
However, core extraction for an increasing amount of regions covered by Herschel with the HOBYS and
Gould Belt survey are becoming available. This will allow to study the core stability over an important
mass range (~ 0.1-1000 M) and possibly unveil a different nature of dense cores in high-mass star
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Figure 6.8: Left: The mass for the prestellar cores in Aquila (Konyves et al., 2015), the most massive
cores in Monoceros R2 (Rayner et al., 2017) and MDCs of Cygnus-X north as a function of their core
size. The lines indicate the Bonnor-Ebert mass as a function of the radius for different isothermal
core temperatures. Right: The same with the protostellar cores from Aquila (Kényves et al., 2015),
the fragments observed in the MDCs of Cygnus-X with the Plateau de Bure interferometer (Bontemps
et al., 2010b) and the MDCs of Cygnus-X north.
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forming regions. This can be particularly interesting in the discussion on the origin of the full IMF. For
example, is the transition from low- to high-mass star formation a continuous evolution (e.g. gradually
increasing role of large-scale gravity for higher-mass stars), or is there a bimodal difference between low-
and high-mass star formation where low-mass and high-mass stars each form under specific physical
conditions?

Here, a pilot study will be presented, based on the dense cores in Aquila (Kényves et al., 2015) and the
MDCs in Cygnus-X north. For the Aquila data, a differentiation will be made between pre- and proto-
stellar cores which is not really possible for the MDCs in Cygnus-X. Fig. 6.8 shows that the prestellar
cores in Aquila are generally located on or below the Bonnor-Ebert relation for an isothermal core at
10 K (Konyves et al., 2015). The prestellar cores in Aquila might thus be described by Bonnor-Ebert
spheres. Inspecting the protostellar cores in Aquila, presented in Fig. 6.8, it is found that they are
generally located between the expected relation for Bonnor-Ebert spheres at 10 and 40 K. This indicates
that protostellar cores in Aquila might indeed be gravitationally unstable. However, in comparison with
the MDCs in Cygnus-X north, even the protostellar cores in Aquila are still reasonably close to the
Bonnor-Ebert relation at 10-20 K.

Between 5 Mg and 30 Mg, there is still a gap in Fig. 6.8 that is not yet covered. However, lower-mass
cores in Cygnus-X north will be added later on, as well as cores in other HOBYS regions such as
Rosette. Core extraction in these regions is in progress (Bontemps et al., in prep.). At the moment, the
most massive cores from Monoceros R2, extracted from HOBYS maps (Rayner et al., 2017), have been
added to Fig. 6.8 to have a first look at the gap between the Aquila cores and the MDCs in Cygnus-X
north. These Mon R2 cores are generally found above the Bonnor-Ebert relation at 40 K, but more
statistics will be necessary to study the transition from low- to high-mass.

Fig. 6.8 also shows the location of the fragments extracted with the Plateau de Bure interferometer
towards the most massive MDCs in Cygnus-X north (Bontemps et al., 2010b). This demonstrates that
these massive fragments are predominantly located on the 300 K Bonnor-Ebert relation, just as the
extracted MDCs from Herschel data. This is a possibly interesting observation that could indicate that
the properties of massive protostellar fragments are related to the MDCs that host them. However,
truly understanding the difference between low- and high-mass star formation will require a more in
depth study of all these cores and fragments (Duarte-Cabral et al., 2013).

The comparison between low- and high-mass cores here does not yet take into account the linewidth
towards the observed cores, MDCs and fragments. However, the GAS NHj3 survey with the Green
Bank Telescope of multiple Gould Belt clouds (Friesen et al., 2017; Kirk et al., 2017; Keown et al.,
2017; Redaelli et al., 2017) and the KEYSTONE NHj survey of several HOBYS regions should allow
to take into account the turbulent linewidth when comparing low- and high-mass cores. Furthermore,
a significant amount of C'®O maps covering HOBYS and Gould Belt regions are available to extend
this analysis with a second molecular line. Simultaneously, the high angular resolution mapping of
Cygnus-X north by the MIOPS program using NOEMA can provide information on the linewidth for
a large sample of fragments located in the MDCs.
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Prospective: Magnetic field observations of MDCs

It was found that none of the MDCs in the Cygnus-X north can be in hydrostatic equilibrium based on
the Bonnor-Ebert mass when taking into account thermal and turbulent support. The possible support
that has not been taken into account towards the MDCs is the magnetic field as it is currently not
constrained by direct observations. However, as the magnetic field in the ISM is highly organised in low-
and high-density gas (e.g. Crutcher, 2012; Planck Collaboration et al., 2016b; Hennebelle & Inutsuka,
2019) this does not provide a truely isotropic support to dense cores, which complicates things.

To incorporate the role of the magnetic field in the evolution and support of these MDCs, two obser-
vational approaches are straightforward. The magnetic field orientation in the plane of the sky can
be mapped with the polarised emission from dust grains. This can be envisioned with the HAWC™
receiver on SOFIA or the new NIKA2 receiver on the IRAM 30m telescope. Using techniques based
on the Chandrasekhar-Fermi method (Chandrasekhar & Fermi, 1953; Houde et al., 2009, 2016), it is
possible to estimate the magnetic field strength. Furthermore, observations of the magnetic field could
also unveil the presence of the hourglass shape associated with gravitational contraction (e.g. Galli &
Shu, 1993a,b; Schleuning, 1998; Girart, Rao & Marrone, 2006; Girart et al., 2009; Pattle et al., 2017).
Another option is to observe the Zeeman splitting of several molecular lines towards the MDCs which
directly provides a measurement of the magnetic field strength along the line of sight (e.g. Crutcher
et al., 1993, 2010; Bourke et al., 2001; Falgarone et al., 2008; Pillai et al., 2016). However, the obser-
vation of Zeeman splitting remains challenging to date.

These constraints on the magnetic field are important since the gravitational collapse of a region can
result in a rapid increase of the magnetic field strength towards the center of the collapse which can pre-
vent further fragmentation and provide additional support to form massive protostellar fragments (e.g.
Hennebelle et al., 2011; Peters et al., 2011; Commergon, Hennebelle & Henning, 2011). The magnetic
field observations towards MDCs should thus be combined with observations at high angular resolution
towards massive protostellar fragments with e.g. the Submillimeter Array (SMA) (Ching et al., 2017)
to understand the possibly crucial role of the magnetic field in surpassing the Jeans fragmentation
problem for massive protostellar fragments.

6.2 The impact of accretion on the core mass function

6.2.1 Velocity gradients and mass accretion

In Paper-MC, it was shown that there are organised velocity gradients over the Musca filament crest,
similar to what is observed in Fig. 6.10 for DR21 (Schneider et al., 2010). For the Musca filament, it
was proposed that the gradient might be related to a mix of inflow and differential filament rotation
associated with mass accretion on the crest. If this velocity gradient is purely the result of rotational
motion, this can provide supplementary support against collapse (e.g. Recchi, Hacar & Palestini, 2014)
and could thus have an impact on the core mass function (CMF) describing the mass distribution of
prestellar cores. However, it should be noted in this context that simulations generally suggest that
velocity gradients in filaments are rather the result of inflow (Smith et al., 2016; Chen et al., 2020).
Since stars form in what used to be prestellar cores, the CMF could provide an explanation for the
observed relatively universal stellar mass function (e.g. Salpeter, 1955; Kroupa, 2001; Chabrier, 2003;
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Offner et al., 2014). In this scenario, stellar mass is accreted from the gas present in prestellar cores
which would make that the process responsible for the CMF is at the origin of the observed IMF (e.g.
Padoan & Nordlund, 2002; Hennebelle & Chabrier, 2008; Hopkins, 2012; Hennebelle, Lee & Chabrier,
2019). On the other hand, it is also argued that resemblance between the CMF and IMF is irrele-
vant, and that the IMF is the result of stochastic accretion in a dynamic environment (Larson, 1978;
Zinnecker, 1982; Klessen, Burkert & Bate, 1998; Bonnell et al., 2001b; Bate, Bonnell & Bromm, 2003;
Clark, Klessen & Bonnell, 2007). This discussion is also referred to as 'nature’ vs ‘nurture’ (Offner
et al., 2014).

Since stars form over a large range that covers at least 3 orders of magnitude in mass, the ultimate goal
is to arrive at a consistent scenario that explains the formation of stars over the full mass range which
is also closely tied to ‘mature’ vs ‘nurture’. The increasing evidence for the lack of high-mass prestellar
cores and several indications for the importance of large-scale dynamics, some of which were presented
in the sections above, pushes for a scenario where nurture is important for high-mass star formation.
Because there are sufficiently massive prestellar cores towards low-mass star forming regions, the nur-
ture scenario is not imperative for low-mass star formation. However, this does not necessarily imply
that there is no nurture for low-mass stars.

6.2.2 Support in a rotating filament

When considering that the velocity gradient is dominantly associated with rotational motion, the fila-
mentary structure is further supported against gravitational instability. Using the study of filamentary
rotation from Recchi, Hacar & Palestini (2014), it is possible to investigate this in a bit more detail.
As already noted in Paper-MC, the Musca filament is not experiencing uniform rotation which can be
the result of local differences in the accretion flow. In this case, the local variation in the accretion
flow could help to shape the CMF of the cloud. When studying the impact of rotation on the filament
stability, it should be noted that other factors such as temperature gradients can also affect the filament
stability (Recchi, Hacar & Palestini, 2013).

Considering an isothermal non-rotating filament, the critical mass for gravitational stability is given by
(Ostriker, 1964)

2c2

Mcrit - E (65)

with cg the thermal sound speed and G the gravitational constant. To study the possible impact of
a rotating filament, the calculations in Recchi, Hacar & Palestini (2014) will be used. First of all, it
is possible to make a simple estimate of the importance for the rotation compared to gravity. The
rotational energy per unit length is given by T = %Mlinw2R2, where My;, is the mass per unit length, w
the rotation frequency and R the outer radius of the considered rotating filament. With a gravitational
energy per unit length W = GM?  this results in

lin

T w 2/ R \?/ My, \ !
— —0.65 6.6
W <6.5~10—14> <0.15pc> <16.6M@> (6.6)
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Figure 6.10: The NoH™ velocity field of the DR21 ridge, showing alternating velocity gradients (indi-
cated by the arrows) over the ridge.
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The input values for the Musca filament crest are M;;,, = 4.5 M, pc~! within R = 0.05 pc, and a velocity

of 0.1 km s~ at R = 0.5 pc, which gives w = 6.4-107'4 Hz. This results in % = (.26, suggesting that
gravity is significantly more important than rotational energy. This observation that gravity becomes
dominant at the filament crest was already pointed out before, and suggests that there probably still
is significant mass provision from large scale to small scales even if angular momentum is a significant
contributor to the observed gradient.

To study the impact of filament rotation, the normalised frequency is used

2
Q= .
HTerow (6.7)

with po the central density which is calculated from ny, = 10* cm™3. Using w = 6.4-1071* Hz results
in Q=1atr=0.05pc.

Looking into the tables of Recchi, Hacar & Palestini (2014), this suggests that rotation in the Musca
filament crest might affect the stability by more than a factor 2 for x < 3, where x is given by r = Hx,
with H a length scale for the filament given by

| 2kT
H=,/—% (6.8)
mGpopmpy

with To (= 10 K) the central temperature, p (= 2.33) the mean molecular weight and my (= 1.67-10~%7
kg) the hydrogen mass. For Musca this gives H = 0.0304 pc, such that x = 3 corresponds to r ~ 0.09
pe. If the observed velocity gradients are indeed related to rotation, it is found that this could affect
the observed CMF by a factor 2 or more compared to fragmentation in a non-rotating filament. Taking
into account that local variations in the accretion rate might lead to stronger rotation, the accretion
inhomogeneities would contribute to shaping the observed core mass functions.

6.2.3 Inflow and the impact on the CMF and IMF

The gravitational energy in the Musca filament crest is significantly larger than the maximal estimated
rotational energy. This suggests that in any case there is significant mass inflow in the filament crest.
Furthermore, the velocity gradient is strongly associated with large scale inflow. It is thus not unlikely
that the observed gradients in the filament are associated with further inflow. Taking into account
the orders of magnitude higher mass for DR21, this process will only be more important there. Going
a step further for Musca, i.e. working under the assumption that the observed gradients are purely
associated with inflow, it is found in Paper-MC that the crossing timescale for the Musca filament is of
the order of 0.5-0.7 Myr. This is of the same order and even slightly lower than the obtained lifetime
for dense cores during the star formation process (Evans et al., 2009; Briinken et al., 2014). With the
significant estimated inflow rate for Musca in Paper-MC, which can replenish the existing mass in the
Musca filament within 1 Myr, it is then possible to increase the mass in pre- and protostellar core over
their lifetime and even provide mass from large scales to the center of these cores. This first of all
implies that pre- and protostellar cores evolve in a dynamic environment and not in isolation, which
suggests that the observed prestellar CMF at a specific moment in the cloud evolution is not necessarily
reflective of the core mass distribution at the moment that protostellar accretion starts in a core. It
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could even imply, though this is more speculative, that the final mass of a star is in part determined
by statistical variations in the large scale mass inflow over its protostellar lifetime.

The lack of high-mass prestellar cores automatically points to a nurture scenario for high-mass star
formation. For low-mass stars it is in a sense more complicated to differentiate nurture vs nature.
Based on the results obtained in this thesis, it is proposed that filaments are dynamical structures
that emerge at the location of persistent converging flows. Since stars dominantly form in filaments
(Polychroni et al., 2013; Konyves et al., 2015; Marsh et al., 2016), the filamentary structure of the ISM
could thus have an effect on the star formation outcome because filaments impose that star formation
occurs at the center of continuous large scale inflow. Because of this, both the core mass, as it is the
immediate surrounding mass reservoir, and continuous inflow during the core evolution tend to play
a role in setting the eventual mass of the forming star(s) in the core. This conclusion that nature
and nurture might both play a role in setting the IMF was also put forward, based on a discussion of
theoretical calculations and numerical simulations, in the recent review by Offner et al. (2014).

6.2.4 From low- to high-mass star formation

Both for Musca and DR21 it was proposed that dense gas formation was in particular triggered by a
large scale collision. In Sec. 5.3.3, the parameters that affect the outcome of this collision were already
discussed. Here, it is the goal to discuss on a smaller scale what makes the difference between low- and
high-mass star formation once the star forming cloud and dense gas have been formed. In this context,
it can be noted that the velocity gradients in Musca filament crest and DR21 ridge are of the order of
2 km s™! pc~! in both clouds. Even though inclination could have an impact, this seems to indicate
that the inflow velocity might not be that different, even though gravity seems to drive the evolution
of the full DR21 cloud in contrast to Musca. As already discussed, the magnetic field might play an
important role in preventing the expected strong gravitational acceleration.

It thus appears that the inflow velocity might not be the key parameter in the differentation between
low- and high mass star formation, but rather the density of the inflowing gas which relates back to
the compression of the gas. For the DR21 ridge, it was found that the density of the ambient gas
near the ridge could be as high as ny, = 10* cm™3 and even 10° ecm ™3 for the inflowing subfilaments.
For the Musca, these values are rather of the order of 5x10% to 10® cm™3. The density of the region
alone can thus make a one to two orders of magnitude difference in the mass provision rate, and thus
initiate high-mass star formation. Combining this with e.g. a 2-3 times higher inflow velocity in massive
regions, this can easily differentiate low- and high-mass dense cores.

Because of this rapid mass provision to MDCs, they are unstable and can contain protostellar fragments
that can form high-mass stars. An open question in this gravitational collapse scenario, is how this
collapse and mass provision regulates the evolution of the protostellar fragments. Does the gravitational
collapse of the MDCs regulate the mass provision to the subfragments, in a scenario where the MDC is
formed first and possibly goes through an extremely short quasi-prestellar stage where it fragments into
smaller stuctures? Or do the fragments directly accrete from subfilaments flowing in from the cloud
scale with little regard for the presence of the MDC? Large scale mapping at high angular resolution
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with NOEMA and ALMA, and magnetic field observations to investigate its potential effect should be
able to address this question.
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Chapter 7

Conclusion and Perspective

An observational study has been carried out to understand the physical processes responsible for the
formation of dense filamentary gas in low- and high-mass star forming regions, and how this can affect
the outcome of the star formation process.

First, the Musca filament was identified as an excellent target to study the physics of dense gas forma-
tion because of its apparent simple structure and lack of possible contamination. The results for Musca
can be summarised as follows:

e The BCO(3-2)/13CO(2-1) ratio demonstrates high densities (ng, ~ 10* cm=3) in the filament, con-
sistent with a cylindrical geometry for the filament.

e The [CII] and [CI] brightnesses show that the Musca cloud is evolving in a weak FUV field (< 1
Go).

e The 2CO(4-3) observations indicate the presence of a warm and dense gas layer connecting the
ambient cloud and dense gas in the Musca filament and strands. This emission can originate from

dense gas formation by a low-velocity filament accretion shock.

e [13CO]/[C'®0] abundance variations by an order of magnitude are observed in the Musca filament at
Ay = 2-3 mag, likely as a result of carbon and oxygen fractionation reactions.

e Transverse velocity gradients are observed over the Musca filament. These gradients are correlated to
the local velocity field of the ambient cloud, indicating that the gradients are a mass accretion signature.

e The Musca cloud shows a systematic redshift of dense gas from the HI cloud, associated with the
Chamaeleon-Musca complex, to the filament crest.
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e [t is difficult to reproduce the CO velocity profile of the Musca cloud with the toy model from
Shimajiri et al. (2019b), which assumes that inflow is driven by the gravitational potential of the fila-
ment while gravitational acceleration is prevented by isotropic turbulence.

Combining all results, it is found that the asymmetric Chamaeleon-Musca and Musca cloud kine-
matics in HI and CO fit with a scenario where the Musca filament is formed by the intersection of two
converging flows. At the intersection of the converging flows, a low-velocity filament accretion shock
can play an important role in forming the cold and dense gas of the filament. The converging flow is
driven by the bending of the magnetic field, described in Inoue et al. (2018), due to a large scale HI
cloud-cloud collision in the Chamaeleon-Musca complex. It is only at a radius of 0.1-0.2 pc from the
filament axis that gravity starts driving the evolution of the gas. It is argued that a similar scenario
can be valid for the B211/3 filament in Taurus.

To compare dense gas formation in low- and high-mass star forming regions, the kinematics of the
DR21 cloud in the Cygnus-X north region are analysed. As for Musca, the DR21 cloud also has veloc-
ity gradients over the central ridge associated with inflow (Schneider et al., 2010). The results can be
summarised als follows:

e The velocity field of the DR21 cloud suggests an asymmetric accretion scenario similar to the Musca
cloud.

e Virial analysis indicates that gravity appears to drive the evolution of the full DR21 cloud on pc
scales. This suggests a collision scenario as described in Inoue et al. (2018), followed by large-scale
gravitational collapse due to the high density in the compressed cloud.

e Extended SiO emission with a narrow linewidth (FWHM ~ 2-3 km s™1) is observed in the DR21 ridge.
e Bridging of CO gas between two velocity components with Av ~ 10 km s~! in the line of sight
is observed over the full Cygnus-X north region, indicating the interaction or collision of two giant
molecular clouds (GMCs).

e The massive star forming hubs, ridges and massive dense cores (MDCs) in Cygnus-X north demon-
strate important spatial and velocity substructure in this star forming region, similar to the substructure
observed for OB assocations.

e The MDCs (> 30 My) in Cygnus-X north all appear to be gravitationally unstable.

e The Cygnus-X region contains a sufficient amount of dense gas to form stars at a rate of 0.32x10%
Mg Myr~! over the full region.

The Cygnus-X north region is likely forming an association of OB stars similar to OB2, as a result

194



of a large-scale GMC collision. This collision leads to dense structure formation in the form of hubs,
ridges and MDCs which host the formation of OB clusters due to gravitational collapse. An OB asso-
ciation can thus be considered as an unbound collection of OB clusters.

In this scenario where star formation is initiated by a large scale colliding flow, which often already
contains molecular gas, the initial density, velocity and magnetic field in the colliding flow will play an
important role to determine whether or not a cloud will be able to form high-mass stars or not.

Because the dense star forming gas is located at the convergence of accretion flows, driven by the
magnetic field for low-mass stars and by self-gravity for high-mass stars, this continuous inflow can play
a significant role in the universal outcome of star formation. In particular for high-mass star formation,
the rapid mass provision by the high-density gas in the ambient cloud through gravitational inflow, and
the consequent provision of magnetic and kinematic support, during the evolution of the protostellar
fragment could be able to form high-mass stars. However, understanding the details of this mechanism
requires further high angular resolution studies.

Brief perspective

Several results with regard to the dense gas formation process in the ISM have been put forward in this
thesis. This opens a spectrum of possible directions to better understand the star formation process
and evolution of the ISM. Existing observational facilities such as SOFIA, APEX, ALMA and NOEMA
already allow to explore certain directions. Upcoming facilities, either planned or under construction,
such as SPICA, CCAT-prime and SKA will allow to further investigate these ideas with observations
in different wavelength ranges and dedicated surveys.

Sensitive mapping of molecular clouds with CO and [CI] using ground-based submm telescopes will
be able to follow the large scale gas kinematics in molecular clouds over a vast density range, which
can unveil how dense filamentary gas is interacting with the ambient cloud for a variety of star forming
clouds. It should also be possible to address whether the observed fibers in dust continuum filaments
form in a 'fray & fragment’ or 'fray & gather’ scenario, and thus obtain a better view on the initial
conditions of star formation in filaments. Observations with mid- to high-J CO lines can further unveil
the role of low-velocity shocks in the formation of dense gas in filamentary structures. One project
I am getting involved in is the mapping of selected southern filaments in the 2CO(4-3) line which is
one of the important science cases studied within the GEco (Galactic Ecology) project at CCAT-p.
Proposed future space missions such as SPICA can then trace the cooling from the diffuse ISM to the
dense star forming gas. SPICA could also trace the magnetic field orientation from the ambient cloud
into the dense filaments to better understand the mass inflow from large to small scales. In preparation
of this big possible step with SPICA, polarisation observations with the NIKA2 receiver on the IRAM
30m telescope and HAWC™ receiver on SOFIA will already provide important new information on the
magnetic field evolution in star forming clouds. Combining the large scale kinematics with the resolved
magnetic field could also provide a better view on the nature of striations in molecular clouds.
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Because the continuous improvements in sensitivity of observations produce increasingly rich datasets,
the development of new statistical analysis methods that e.g. describe the self-similarity of the ISM can
provide interesting complementary constraints to understand the full evolution of the ISM and extract
the maximal amount of information from these rich datasets.

It was proposed in this thesis that the formation of dense star forming gas is directly associated with
the molecular cloud formation process. Observations with the Square Kilometre Array (SKA) and its
pathfinders (e.g. ASKAP) will be able to provide important information on the evolution from the HI
cloud to the dense molecular gas, in particular with HI self-absorption effects. However, in complex
regions such as Cygnus-X, HI is extremely difficult to analyse. Therefore, observations of [CII] will be
enlightening if the FUV field is sufficiently strong to produce significant [CII] emission. The [CII] line
can trace atomic hydrogen, CO-dark molecular hydrogen and the feedback from nearby massive stars,
which will provide an interesting view on the different processes governing the evolution and cooling
of the diffuse ISM and molecular cloud formation. The FEEDBACK program with SOFIA, in which I
participate, is creating large [CII] maps towards active high-mass star forming regions and can provide
a significant step in the understanding of the ISM traced by [CII]. These open questions regarding [CI]]
also revolve around the question if it truly is a good star formation tracer for extragalactic studies.
Finally, for massive stars it becomes increasingly clear that the evolution from large (> 1 pc) to small
(< 2000 au) scales has to be followed in detail. This requires large programs with a high angular
resolution that cover full molecular clouds, such as the MIOPS program to map the Cygnus-X north
region with the NOEMA interferometer and the ALMA-IMF program with the ALMA interferometer.
These studies to understand the mass provision for massive star forming fragments should ideally cover
a variety of cold and warm dense gas tracers to obtain a comprehensive view of the different densities
and temperatures in the star formation process.
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Chapter 8

Conclusion et Perspective (en frangais)

Une étude observationelle pour révéler les processus physiques responsables de la formation des struc-
tures denses filamentaires qui forment les étoiles de faible et de haute masse, et comment ces processus
affectent les propriétés des étoiles formées a été menée.

Premierement, le filament de Musca a bien été reconnu comme une excellente cible pour étudier la
physique de la formation du gaz dense du fait de la simplicité de la région et de I’absence de contami-
nation. Les résultats pour Musca peuvent étre résumés ainsi:

e Le rapport 13CO(3-2)/13CO(2-1) montre que la densité dans le filament de Musca est grande (ny, >
10* cm™3) et cohérente avec la géométrie cylindrique d’un filament.

e L’intensité des raies [CII] et [CI] montre que le nuage de Musca ne recoit qu’un flux UV faible (< 1 Gy).

e La raie ¥CO(4-3) montre la présence d'une couche de gaz chaud et dense & linterface entre le
nuage ambient et le filament de Musca. Ce gaz pourrait étre chauffé par des chocs a basse vitesse liés
a l'accrétion sur le filament.

e Les variations du rapport d’abondance [F*CO]/[C'®0] d'un ordre de grandeur entre la créte dense
du filament et les couches juste autour ont pour origine probable des réactions de fractionation pour le
carbone et /ou l'oxygene.

e Des gradients de vitesse transverses a la crétre du filament sont observés. Ces gradients sont corrélés
avec le champ de vitesse du gaz ambiant local ce qui indique que ce sont des signatures d’accrétion.

e Le nuage de Musca montre une tendance d’étre de plus en plus décalé vers le rouge depuis les

couches de faible densité en HI du complexe Chamaeleon-Musca jusqu’au gaz le plus dense de la créte
du filament.
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o Il est difficile de reproduire le profil de vitesses CO pour Musca avec le modele simplifié de Shi-
majiri et al. (2019b) pour lequel l'accélération est gravitationelle et le freinage est obtenu par une
pression turbulente effective qui suppose que toute la largeur des raies représente une micro-turbulence
isotrope. Les raies y sont trop étroites.

En combinant ’ensemble des résultats et contraintes, un scénario de formation de Musca se dessine
selon lequel I'asymétrie cinématique du complexe Chamaeleon-Musca et de Musca en HI et CO serait
le ”smoking gun” de la collision de deux nuages HI. Le filament de Musca serait le point de convergence
de deux flots principalement guidés par la courbure du champ magnétique derriére le front de choc de
la collision comme décrit dans Inoue et al. (2018). La gravité pourrait commencer & ne dominer la
convergence et la concentration de matiere que dans les derniers 0.1 a 0.2 pc. Ce scénario serait aussi
compatible avec les observations de B211 dans le Taureau qui pourrait donc s’étre formé aussi de cette
fagon.

Pour comparer la formation de gaz dense dans les régions de formation d’étoiles de faible et de haute
masse, la cinématique du nuage de DR21 dans le Cygne est analysée. Comme pour Musca, DR21
montre des gradients de vitesse transverses le long de son axe qui sont associés a des flots d’accrétion
(Schneider et al., 2010). Les résultats obtenus pour DR21 peuvent étre résumés ainsi:

e Le champ de vitesse de DR21 montre une asymétrie dans ses flots d’accrétion similaire & ce qui
est vu dans Musca.

e Une analyse viriel indique que la gravité y domine néanmoins la cinématique globale sur des échelles
de lordre de plusieurs pc. Cela suggere qu'une collision de nuages comme dans Inoue et al. (2018)
est aussi a l'origine du gaz dense. Comme la vitesse de collision y est plus grande que pour Musca, la
compression a été plus forte entrainant un effondrement global.

e Une émission étendue en SiO avec une largeur de raie faible (FWHM ~ 2-3 km s™!) est observée le
long du ridge/filament de DR21.

e des ponts en CO avec Av ~ 10km s~! sur la ligne de visée entre les deux composantes de vitesse
sont observés vers I’ensemble de la région nord du Cygne, indiquant une interaction active entre deux

nuages moléculaires géants (GMCs).

e Les hubs, ridges et coeurs denses massifs (MDCs) du Cygne montrent des structures spatiales et
en vitesse dans la région qui sont similaires en taille aux sous-structures observées dans les associations

OB.
e Les MDCs (M > 30 Mg) dans le nord du Cygne apparaissent tous instables gravitationellement.

e La région dans le nord du Cygne contient une quantité de gaz dense suffisante pour former des
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étoiles & un taux de 0.32 x 10* Mg Myr—L.

La région dans le nord du Cygne va probablement former une association OB similaire & Cygnus OB2
comme conséquence de la collision a grande échelle de GMCs. Cette collision entraine la formation de
gaz dense sous la forme de hubs, ridges et MDCs qui sont les lieux de formation d’amas d’étoiles dont
des étoiles OB massives. Une association OB peut donc étre vue comme une collection non liée d’amas
OB.

Dans ce scénario de formation stellaire initiée par une collision a grande échelle de nuages qui contien-
nent déja du gaz moléculaire, la densité, la vitesse et le champ magnétique de ces nuages initiaux jouent
potentiellement un role important pour déterminer si la région formera ou pas des étoiles massives.

Parce que la formation du gaz dense est due a la convergence de flots d’accrétions guidés par le champ
magnétique pour les étoiles de faible masse et par I'auto-gravité du gaz dense pour les étoiles mas-
sives, l'accrétion continue sur les régions denses qui en résulte peut jouer un role significatif dans la
détermination de la masse des étoiles formées. En particulier pour la formation des étoiles massives, les
forts taux d’accrétion concentrés par la gravité a grande échelle pourrait expliquer des apports de masse
pendant les phases protostellaires des objets en formation au centre des MDCs, augmentant la masse
finale des étoiles. Une confirmation de ces possibles effets nécessite néanmoins des observations a haute
résolution angulaire pour suivre précisémment 1’histoire de ’accrétion sur les fragments protostellaires.

Bréve perspective

Plusieurs résultats sur l'origine du gaz denses du MIS ont été mis en avant dans cette these. Cela
ouvre des directions multiples d’études pour mieux comprendre les processus de formation des étoiles et
de ’évolution du MIS. Les observatoires déja disponibles tels que SOFIA, APEX, ALMA and NOEMA
permettent d’explorer certaines de ces directions. Les futures instruments en projet ou déja en cours
de construction tels que SPICA, CCAT-prime et SKA permettront d’aller encore plus loin sur certains
aspects cruciaux.

Des relevés profonds en CO et [CI] avec les télescopes submillimétriques au sol permettront d’étudier
encore plus en détail et de facon systématique les nuages moléculaires proches pour une grande gamme
de densité et de masse pour confirmer certains des résultats présentés dans cette these. Il devrait aussi
étre possible d’établir si les filaments vus en continuum submillimétrique sont formés par le processus de
'fray & fragment’ ou de 'fray & gather’ et ainsi d’obtenir des meilleures estimations des conditions ini-
tiales de la formation des étoiles dans les filaments. Je suis déja impliqué dans le projet GEco (Galactic
Ecology) sur CCAT-p pour cartographier une sélection de filaments proches en 12CO(4-3) qui est une
des motivations scientifiques les plus importantes de ce projet. Les futures missions spatiales telles que
SPICA pourront étudier les raies de refroidissement du MIS depuis le gaz diffus jusqu’au gaz dense qui
forment les étoiles. SPICA cartographiera en méme temps la morphologie du champ magnétique avec
une résolution spatiale bien meilleure que Planck pour confirmer les scénarii présentés dans cette these.
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En préparation de SPICA, des observations en polarimétrie avec NIKA2 au télescope de 30m de 'TIRAM
et avec HAWC+ sur SOFIA permettront déja d’obtenir d’importantes informations sur ’évolution de
I'orientation du champ magnétique dans les nuages moléculaires.

Parce que 'augmentation continue de la sensibilité et de 'efficacité des instruments entraine une aug-
mentation tres importante de la richesse et de la quantité de données collectées, le développement de
nouveaux outils statistiques, tels que ceux qui pourraient décrire I’auto-similarité et la nature multi-
fractale du MIS est une direction importante & poursuivre pour compléter les analyses plus classiques
des observables directes de la physiques du MIS.

Il a été montré dans cette these que la formation du gaz dense qui forme les étoiles est directement reliée
au processus de formation des nuages moléculaires. Les futures observations avec le Square Kilometre
Array (SKA) et avec ses précurseurs tels ASKAP permettront de collecter d’importantes informations
sur I’évolution du gaz HI vers le gaz moléculaire, en particulier en interprétant totalement les effets
complexes d’auto-absorption de HI vers des nuages comme Musca-Chamaeleon. Pour les régions com-
plexes et massives comme le Cygne, ces étude HI resteront néanmoins extrémement difficile a analyser.
Pour ces régions, les observations du carbone ionisé [CII] seront précieuses pour révéler le gaz caché,
non moléculaire. La raie [CII] peut tracer indirectement le gaz atomique, le gaz moléculaire non détecté
en CO, mais aussi les effets en rétroaction (feedback) des étoiles massives proches. L’analyse de ces
observations riches va certainement nous permettre de mieux nous révéler les processus critiques et le
refroidissement du MIS du gaz diffus au gaz dense. Le programme FEEDBACK avec SOFIA (large
programme) auquel je participe est déja en train d’établir des cartes en [CII] vers les régions actives de
formation d’étoiles massives dont le Cygne.

Finalement, pour les questions de formation d’étoiles massives, il devient évident que I’évolution depuis
les grandes échelles (> 1 pc) jusqu’aux petites échelles (2000 au) doit étre comprise en détail. Cela
nécessite des grandes programmes & haute résolution spatiale couvrant des régions compleétes, tels que
MIOPS pour le Cygne avec l'interferometre NOEMA et ALMA-IMF avec ALMA.
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Appendix A

Integrated intensity maps with the
IRAM 30m

In Figures A.1, A.2, A.3, A.4 and A.5, maps of the molecular transitions detected with the IRAM 30m
telescope, see Tab. 5.1, are displayed. It is found that a variety of molecular transitions are detected,
in particular towards the DR21(OH) clump.
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