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Context. The atomic-to-molecular hydrogen (H/H 2 ) transition has been extensively studied as it controls the fraction of gas in a molecular state in an interstellar cloud. This fraction is linked to star-formation by the Schmidt-Kennicutt law. While theoretical estimates of the column density of the H I layer have been proposed for static photodissociation regions (PDRs), Herschel and well-resolved Atacama Large Millimeter Array observations have revealed dynamical effects in star forming regions, caused by the process of photoevaporation. Aims. We extend the analytic study of the H/H 2 transition to include the effects of the propagation of the ionization front, in particular in the presence of photoevaporation at the walls of blister H II regions, and we find its consequences on the total atomic hydrogen column density at the surface of clouds in the presence of an ultraviolet field, and on the properties of the H/H 2 transition. Methods. We solved semi-analytically the differential equation giving the H 2 column density profile by taking into account H 2 formation on grains, H 2 photodissociation, and the ionization front propagation dynamics modeled as advection of the gas through the ionization front. Results. Taking this advection into account reduces the width of the atomic region compared to static models. The atomic region may disappear if the ionization front velocity exceeds a certain value, leading the H/H 2 transition and the ionization front to merge. For both dissociated and merged configurations, we provide analytical expressions to determine the total H I column density. Our results take the metallicity into account. Finally, we compared our results to observations of PDRs illuminated by O-stars, for which we conclude that the dynamical effects are strong, especially for low-excitation PDRs.
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SFR

The Interstellar Medium

The Milky Way and other galaxies are gravitational gatherings of astronomical objects such as stars, planets and black holes, as well as a more diffuse component in the form of interstellar gas and dust (leaving aside the elusive dark matter). This diffuse component represents most of the volume of the Galaxy, filling the space between stars, and is called the interstellar medium, or ISM (see for instance the Lagoon nebula on Figure 1.1). In the Milky Way, the largest (baryonic) mass component is the population of stars, with around 10 11 solar masses (M ⊙ ≃ 1.988 × 10 30 kg), whereas the ISM accounts for only a few percents with 8 × 10 9 M ⊙ [START_REF] Hollenbach | Photodissociation regions in the interstellar medium of galaxies[END_REF]. The ISM spans a very wide range of temperatures and densities, with an average density of a few 1 -10 particle/cm 3 . For comparison, at a standard atmosphere pressure, there are ∼ 10 19 particles/cm 3 , we find ∼ 10 8 particles/cm 3 in the LHC beam pipes1 and ∼ 10 5 particles/cm 3 at the surface of the Moon (Öpik, 1962). However, there are strong inhomogeneities at all scales [START_REF] Ferrière | The interstellar environment of our galaxy[END_REF] allowing for the existence of very diffuse hot ionized medium with a density of ∼ 10 -3 particles/cm 3 representing most of the volume of the ISM, but also dense molecular clouds with 10 6 particle/cm 3 , representing most of its mass.

Seen from a telescope, the light of background stars is absorbed by the matter in the line of sight [START_REF] Barnard | On a nebulous groundwork in the constellation Taurus[END_REF][START_REF] Barnard | On a great nebulous region and the question of absorbing matter in space and the transparency of the nebulae[END_REF][START_REF] Trumpler | Absorption of Light in the Galactic System[END_REF]. Blue and ultra-violet (UV) radiations being more absorbed than red and infra-red (IR), this selective extinction is called interstellar reddening and is attributed to dust grains. One of the most famous examples of absorption is the dark cloud called Barnard 68, which, as we see on Figure 1.2, hides thousands of stars that can be revealed by observing the cloud in infra-red instead of visible light. We define the thickness of a cloud by measuring its capacity to attenuate visible light, with a quantity called the visual extinction A V so that A V = 1 corresponds to a reduction by a factor 2.5 of the flux at λ ∼ 5550 Å. It allows to define different types of clouds depending on the values of visual extinction. Diffuse clouds have A V 1 -2. Thicker clouds, also observed through absorption lines in the spectra of stars, are called translucent clouds if 1 -2 A V 5. Above a minimum A V of resolved spatial images to see to some extent the internal structure of these clouds (see for example the Orion-B giant molecular cloud observed with the IRAM-30m [START_REF] Pety | The anatomy of the Orion B giant molecular cloud: A local template for studies of nearby galaxies[END_REF]. Modeling the physical and chemical processes that govern the evolution of these clouds towards star formation, and their observable emission along this evolution, is of key importance as the understanding gained through the study of local clouds can then be extrapolated to the study of molecular clouds and star formation in more distant galaxies, where each pixel therefore integrates the emission of very large cloud complexes (e.g., COLD GASS, [START_REF] Saintonge | COLD GASS, an IRAM legacy survey of molecular gas in massive galaxies -I. Relations between H 2 , H I, stellar content and structural properties[END_REF] with whole galaxy integrations, or HERACLES, [START_REF] Leroy | Heracles: The HERA CO Line Extragalactic Survey[END_REF] with kpc scale integration). The study of local clouds enriches extragalactic studies, which in return help us understand galactic evolution.

The ISM comprises a very wide range of physical conditions, and several distinct phases are commonly distinguished (see [START_REF] Ferrière | The interstellar environment of our galaxy[END_REF] for more details on the components and phases of the ISM). Around half of the volume of the ISM is occupied by the hot (10 6 K) and extremely low density (10 -3 cm -3 ) hot ionized medium (HIM), left behind by strong supernova shock waves that have ionized and heated it. Massive stars also produce ionizing photons which are absorbed by the ISM to create bubbles of warm (10 4 K) ionized hydrogen (H ii) around them. The repartition of massive stars is such that they eventually illuminate large (few 100 parsecs scale) low density sections of the ISM called the warm ionized medium (WIM, see [START_REF] Haffner | The warm ionized medium in spiral galaxies[END_REF]). The WIM environment has temperature of the order of 10 4 K and a density of around ∼ 1 cm -3 . It represents 10 -20 % of the filling volume of the ISM. The neutral regions of the ISM are generally found to be thermally bistable (e.g. [START_REF] Wolfire | Neutral Atomic Phases of the Interstellar Medium in the Galaxy[END_REF], with two phases that can coexist in thermal pressure equilibrium : the warm neutral medium, or WNM, with temperatures of ∼ 10 4 K and densities around 1 cm -3 and a volume of similar order to the WIM, around 20 %, and a colder (∼ 10 -100 K) and denser (∼ 100 -10 6 cm -3 ) component called the cold neutral medium (CNM), with a volume filling fraction of a few percents. This two-phase view is in reality complicated by the important roles of turbulence and magnetic fields and a significant fraction of the neutral medium can occupy the transient, unstable intermediate regime [START_REF] Cox | The Three-Phase Interstellar Medium Revisited[END_REF].

A small fraction (in volume) of the CNM lies in cold (10 -20 K) and dense (∼ 10 2 -10 6 cm -3 ) regions, where the gas is in molecular form as it is protected from UV radiation capable of dissociating molecular hydrogen H 2 (6 < hν < 13.6 eV, far ultra-violet, FUV) by an interface region called the photo-dissociation region, or PDR. These molecular regions are in a large part gathered in large cloud complexes called giant molecular clouds (GMCs) that span dozens to hundreds of parsecs, with individual masses that can go up to ∼ 10 6 M ⊙ . They are the largest coherent structures in the Galaxy and represent over 80 % of galactic molecular hydrogen. This molecular component is of key importance as it constitutes the mass reservoir for the formation of stars. It is then in the shielded cores of these molecular clouds, that gravitational collapse can occur and lead to star formation. The trigger of this gravitational collapse depends on the complex interplay between gravity, turbulence, magnetic field and thermal pressure (see [START_REF] Mckee | Theory of Star Formation[END_REF] for a review of the star formation process).

The Feedback from Stars

Newborn stars disturb their surrounding parent cloud through different mechanical and radiative mechanisms, a process called stellar feedback. Massive stars and massive star In the 1950s, [START_REF] Herbig | The Spectrum of the Nebulosity Surrounding T Tauri[END_REF][START_REF] Herbig | The Spectra of Two Nebulous Objects Near NGC[END_REF] and [START_REF] Haro | Herbig's Nebulous Objects Near NGC[END_REF][START_REF] Haro | Hα Emission Stars and Peculiar Objects in the Orion Nebula[END_REF] noted the presence of small nebulas, bright in H α in the Orion A GMC near NGC 1999. They had the peculiar behaviour of being bright in some forbidden lines2 like [S ii], [START_REF] Mundt | Jets from young stars. III. The case of Haro 6-5B, HH 33/40, HH 19 and 1548C27[END_REF][START_REF] Edwards | Forbidden Line and H alpha Profiles in T Tauri Star Spectra: A Probe of Anisotropic Mass Outflows and Circumstellar Disks[END_REF][START_REF] Cabrit | Forbidden-Line Emission and Infrared Excesses in T Tauri Stars: Evidence for Accretion-driven Mass Loss[END_REF] tracing low-density medium (relaxed by collisions in moderate or high density medium), but presenting neutral tracers [START_REF] Natta | Neutral Winds from Cool Young Stars: A Solution to the Line Deficit Problem[END_REF], contradicting the possibility of an H ii region. Herbig-Haro (HH) objects were found to trace a medium shocked by high-speed stellar outflows. There remained an absence of clear spatial correlation with specific stars or objects. CCD observations [START_REF] Dopita | Herbig-Haro objects 46 and 47: evidence for bipolar ejection from a young star[END_REF][START_REF] Mundt | Jets from young stars[END_REF][START_REF] Mundt | Jets from young stars. III. The case of Haro 6-5B, HH 33/40, HH 19 and 1548C27[END_REF][START_REF] Mundt | Jets from Young Stars: CCD Imaging, Long-Slit Spectroscopy, and Interpretation of Existing Data[END_REF][START_REF] Reipurth | The jet and energy source of HH 34[END_REF] solved this issue by showing the presence of a tenuous optical emission linking the HH objects to embedded star systems, which light was blocked by dust. These observations along with HH objects therefore actually traced the presence of bipolar jets of supersonic stellar wind emitted from both sides of a young low-mass stellar system. The jets span over a few 0.1 pc [START_REF] Cernicharo | The physical structure of the small and isolated cometary globule Orion-I-2[END_REF] and meet inhomogeneous diffuse medium with bow shocks [START_REF] Hartmann | A high-resolution study of Herbig-Haro objects 1 and 2[END_REF]Raga andBohm, 1985, 1987;[START_REF] Raga | An Interpretation of Observations of HH1 in Terms of a Time-Dependent Bow-Shock Model[END_REF][START_REF] Hartigan | Radiative Bow Shock Models of Herbig-Haro Objects[END_REF][START_REF] Blondin | Herbig-Haro Objects as the Heads of Radiative Jets[END_REF][START_REF] Stone | Numerical Simulations of Protostellar Jets with Nonequilibrium Cooling. I. Method and Two-dimensional Results[END_REF][START_REF] De Gouveia Dal Pino | Three-dimensional Simulations of Protostellar Jets[END_REF]. The geometry described here is made clear with Figure 1.3 showing observations of the very same objects observed by [START_REF] Herbig | The Spectrum of the Nebulosity Surrounding T Tauri[END_REF]; [START_REF] Haro | Herbig's Nebulous Objects Near NGC[END_REF]. For more details on HH objects, see the review from [START_REF] Reipurth | Herbig-Haro Flows: Probes of Early Stellar Evolution[END_REF].

[O i], [O ii] or [O iii]
Along with the emission of jets, stars mechanical feedback, especially from young pre-main-sequence stars, is dominated by stellar winds [START_REF] Lamers | An Investigation of the Dynamics of Old H II Regions[END_REF]. For low-mass stars, there is no wide ionized region around the star, so the stellar winds make the bulk of the transfer of energy in the form of momentum. The winds have the effect of gradually eroding the dense shell of gas remaining around the stars after its formation and disrupting surrounding medium. Around the embedded stars are found turbulent outflows of molecular gas being pushed by the winds [START_REF] Snell | Observations of CO in L 1551 : evidence for stellar wind driven shocks[END_REF], collimated into jets or not. They can be observed even when the stars are deeply embedded because the stirring of the gas has a long range.

Stellar winds of massive stars are much more powerful than low-mass stars because of a different launching mechanism. While in the low-mass case, the winds are mainly thermally and magnetically driven, massive stars are luminous enough to drive strong radiative winds. The material is accelerated outwards thanks to radiation pressure applied by the intense UV radiation [START_REF] Kudritzki | Radiation-driven winds of hot stars. VI. Analytical solutions for wind models including the finite cone angle effect[END_REF][START_REF] Lamers | The Theory of Line Driven Stellar Winds[END_REF]. These stellar winds will carve a bubble of material that is compressed in an outer shell as they meet the denser and cooler ionized medium [START_REF] Castor | Interstellar bubbles[END_REF][START_REF] Weaver | Interstellar bubbles. II. Structure and evolution[END_REF]. Indeed, a young massive star produces a surrounding H ii region because of the emission of ionizing radiation that we will describe more a bit later. The momentum of the wind is thus transferred not directly to the neutral medium but to the ionized gas first. The outer shell of stellar winds generates radio emission, along with X-ray emission originating from internal shocks. Thanks to the momentum injection and along with the heating of the gas, this ionized region interacts mechanically with the neutral region to drive its turbulence which transfers large-scale energy to smaller and smaller scales until its dissipation into thermal energy, counteracting gravitational collapse and quenching star formation. See [START_REF] Mccray | Stellar winds and the interstellar medium[END_REF]; [START_REF] Wood | The Morphologies and Physical Properties of Ultracompact H II Regions[END_REF]; [START_REF] Lamers | An Investigation of the Dynamics of Old H II Regions[END_REF] for more details on winds interaction with clouds.

Supernovae

A star with a mass above ∼ 8 M ⊙ dies in the very luminous event of a supernova. Because of the end of outward pressure provided by nuclear fusion, the star's iron core gravitationally collapses almost instantly (< 1 s), the rest of the core rebounds, resulting in an explosion releasing ∼ 10 51 -10 52 erg in the ISM [START_REF] Baade | On Super-novae[END_REF][START_REF] Bethe | Supernova mechanisms[END_REF]. We won't detail the physical processes resulting in different types of supernovae, but they can be classified observationally as Type Ib, Ic or II [START_REF] Minkowski | Spectra of Supernovae[END_REF]. A lower mass star can also have an explosive death if, after becoming a white dwarf, it gradually steals mass from a binary companion and undergoes collapse upon reaching the critical mass of [START_REF] Chandrasekhar | The Maximum Mass of Ideal White Dwarfs[END_REF], it is then of Type Ia [START_REF] Elias | Type I supernovae in the infrared and their use as distance indicators[END_REF]. See [START_REF] Vink | Supernova remnants: the X-ray perspective[END_REF] for a review on these explosion processes.

In the Milky Way, there are one to a few supernovae events every century, each leaving behind a neutron star [START_REF] Baade | On Super-novae[END_REF] or a black hole along with expanding shells of gas swept away by the explosion at very high velocity [START_REF] Minkowski | The Crab Nebula[END_REF][START_REF] Baade | Nova Ophiuchi of 1604 as a Supernova[END_REF], around 10 3 -10 4 km s -1 . This material represents a few percent of the initial mass of the star and is metal-rich from the nucleo-synthesis taking place in the star and during the explosion [START_REF] Hoyle | On Nuclear Reactions Occuring in Very Hot STARS.I. the Synthesis of Elements from Carbon to Nickel[END_REF][START_REF] Burbidge | Synthesis of the elements in stars[END_REF][START_REF] Arnett | Explosive Nucleosynthesis in Stars[END_REF][START_REF] Woosley | The Explosive Burning of Oxygen and Silicon[END_REF][START_REF] Clayton | Thermonuclear astrophysics[END_REF]. The initial constantvelocity expansion phase takes 100 years to reach a parsec in radius. Afterwards, it decelerates but some of the gas can still leave the Galaxy and enrich the intergalactic medium. Young supernovae remnants are also one of the synthesis sites of dust grains (see [START_REF] Nozawa | Formation of Dust in the Ejecta of Type Ia Supernovae[END_REF] for example), which can afterwards evolve by accretion or coagulation. The supernovae remnants typically cools after 10 6 years with a radius of tens of parsecs. Remnants of size 100 -1000 parsecs can be observed in the Milky Way, formed when massive stars in a cluster die one after the other, maintaining the expansion of a common super-bubble (Mac [START_REF] Low | Superbubbles in Disk Galaxies[END_REF][START_REF] Oey | The Dynamics of Superbubbles in the Large Magellanic Cloud[END_REF].

The shock wave resulting from the explosion propagates in the surrounding medium. If the star was an O star, it first propagates into the ionized region before reaching neutral medium, but if the star was a B-type and had a mass below 12 M ⊙ , the ionized region will be quite small and we can consider that the supernovae directly hits neutral medium and potential pre-stellar cores. A supernovae injects a massive amount of kinetic energy in the ISM, feeding interstellar turbulence, which can both provide global support against collapse and produce local density enhancements more likely to become gravitationally unstable (Mac [START_REF] Low | Control of star formation by supersonic turbulence[END_REF]. More locally, the supernova shock wave can externally compress pre-existing pre-stellar cores triggering gravitational collapse and star formation (see for example [START_REF] Opik | Stellar Associations and Supernovae[END_REF][START_REF] Mueller | Propagating star formation and irregular structure in spiral galaxies[END_REF][START_REF] Elmegreen | Star formation in shock-compressed layers[END_REF][START_REF] Montmerle | On gamma-ray sources, supernova remnants, OB associations, and the origin of cosmic rays[END_REF][START_REF] Desai | Supernova Remnants and Star Formation in the Large Magellanic Cloud[END_REF]. However, if the velocity of the shock is too high, it may obliterate the globule, leaving no chance for star formation [START_REF] Vanhala | Numerical Simulations of Triggered Star Formation. I. Collapse of Dense Molecular Cloud Cores[END_REF].

Radiative Feedback

During their lives, massive stars actually give out more energy as photon radiation than all of the others channels combined (including supernovae), which is also true even by only taking into account photons capable of ionizing atomic hydrogen (McKee and Williams, 1997), with energy hν > 13.6 eV called extreme Ultra-violet (EUV).

At the first ignition of the star, a bubble of warm ionized gas is created. This bubble is called the Strömgren sphere [START_REF] Strömgren | The Physical State of Interstellar Hydrogen[END_REF]. The boundary between this ionized sphere and the neutral medium is called the ionization front (IF), and it propagates supersonically into the neutral gas until reaching the radius of the Strömgren sphere. During this propagation, the intensity of the radiation field decreases because of spherical dilution and absorption of ionizing radiation by recombined atomic hydrogen in the ionized region. The ionization front velocity is then reduced until it reaches a critical value so that the thermal impact of the radiation field takes place at the same position of the IF: the photo-heating leads to the gas expansion, a stream of ionized gas flows from the IF in the direction of the ionized region, while in the other direction a dynamical precursor propagates, locally increasing the pressure. A shell of compressed neutral gas is accumulated by the expansion of the ionized region. The increase of density at the IF further reduces the velocity of the ionization front. If the ionized region is still confined by the neutral shell after those phases of expansion, a pressure equilibrium can be reached between the ionized and neutral regions. However, the IF can propagate far enough to reach the low-density inter-cloud medium, opening the ionized region. We will discuss in more detail the different phases of the expansion and opening of the ionized region (derived by Kahn 1954;[START_REF] Axford | Ionization Fronts in Interstellar Gas: The Structure of Ionization Fronts[END_REF] in the dedicated Chapter 4. The radiative feedback therefore plays a role of dispersing the star parent cloud, thus quenching star formation.

The ionized region and the compressed neutral shell have distinctive chemical tracers allowing to spatially separate them in observations. The dense shell is highlighted by specific tracers, it is indeed the place where the FUV photons are reprocessed by the gas into heat and species radiative lines. It is the PDR, where the chemistry is driven by the presence of the star radiation.

Photo-Dissociation Regions

The study of PDRs started by the observation of massive star forming regions called Orion A and M 17 by [START_REF] Melnick | Observations of the 63 micron [O I] emission line in the Orion and Omega Nebulae[END_REF]; [START_REF] Storey | Observations of far-infrared fine structure lines: [O III] 88.35 microns and [O I] 63.2 microns[END_REF]; [START_REF] Russell | Detection of the 157 micron /1910 GHz/ /C II/ emission line from the interstellar gas complexes NGC 2024 and M42[END_REF][START_REF] Russell | Giant forbidden C II halos around H II regions[END_REF] where forbidden lines emissions like [C ii] 158 µm or [O i] 63 µm were found to be spatially correlated to H ii regions. It rapidly appeared that the edge of molecular clouds was composed of neutral atomic gas [START_REF] Phillips | Abundance of atomic carbon /C I/ in dense interstellar clouds[END_REF][START_REF] Keene | The abundance of atomic carbon near the ionization fronts in M17 and S140[END_REF] which progressively becomes molecular as the UV field produced by massive O and B stars is absorbed by penetrating the cloud. At the same time, the study of chemistry and physics of diffuse clouds progressed thanks to Copernicus satellite observations which allowed to measure in absorption column densities of H 2 , and thus probe the transition between atomic and molecular phases in these types of media. The PDRs in star-forming regions obey to the same physical and chemical processes as diffuse neutral gas, but with higher density and FUV intensity (n H = 1 -100 cm -3 and G 0 ∼ 1.7 in diffuse gas, while n H > 10 3 cm -3 and G 0 = 10 2 -10 6 at the edge of molecular clouds in star forming regions, see Appendix B for a definition of G 0 ). The first observation in emission of [C ii] and [O i] allowed to quantify the intensity of the main cooling lines and to begin to constrain the thermal processes in PDRs. From an energetic point of view, the PDRs are indeed the interface regions where the FUV radiation field from young stars is reprocessed into heat and infra-red and submillimetre emissions (from dust and atomic and molecular lines), so that most of the IR line and continuum emission from a galaxy is actually a product of PDRs [START_REF] Hollenbach | Dense Photodissociation Regions (PDRs)[END_REF].

The second aspect is the importance of the "hot chemistry" triggered by the influence of the internal energy of H 2 on chemical reaction rates, which we will discuss in more detail later.

Once the debate on the role of UV photons as main energy source was set, another question arose: that of the structure of PDRs. Upon confrontation of the first observations and models, it appeared difficult to consistently reproduce the observations of atomic species and excited molecules such as (H 2 and CO) which seemed to originate from media with quite different densities (Stutzki et al., 1988;Burton et al., 1990a;[START_REF] Meixner | Models of Clumpy Photodissociation Regions[END_REF]. The spatial extension of the observed tracers also seemed compatible with a UV-penetration enhanced by the presence of a low-density interclump medium Stutzki et al. (1988); [START_REF] Parmar | Detection of Low-J Pure-Rotational Emission from H 2 in the Orion Bar Region: Evidence for Small-Scale Clumpiness[END_REF]; [START_REF] Meixner | Models of Clumpy Photodissociation Regions[END_REF]. For instance, the model of Burton et al. (1990b) concluded that two components are necessary with a low density medium embedding higher density clumps (with a typical factor of 100 on density between the two). A clear description of the clumpy structure of a PDR can be found in [START_REF] Meixner | Models of Clumpy Photodissociation Regions[END_REF], in which UV photons can penetrate deeper than in a uniform density medium and can heat the surface of clumps from which excited molecular lines are emitted, while C ii, C i and low-J CO lines come from the inter-clump medium. A few years later however, [START_REF] Marconi | Near infrared spectra of the Orion bar[END_REF] found that the discrepancy between atomic and molecular tracers could also be resolved by assuming a uniform thermal pressure in the PDR, rather than a constant density as in previous PDR models, thus naturally producing a strong density gradient across the PDR and reproducing the observed atomic and molecular tracers without need for clumps. [START_REF] Allers | H 2 Pure Rotational Lines in the Orion Bar[END_REF] found that this isobaric prescription was also successful in reproducing high spatial resolution TEXES observation of H 2 emission. These two scenarii have since been used. For instance, clumpy PDR models were used to reproduce CO ground-based [START_REF] Kramer | Clumpy photon-dominated regions in Carina. I. [C I] and mid-J CO lines in two 4'x4' fields[END_REF] or Herschel (Stock et al., 2015;[START_REF] Ossenkopf-Okada | Modelling clumpy photon-dominated regions in 3D. Understanding the Orion Bar stratification[END_REF] observations, while Joblin et al. (2018); Wu et al. (2018) reproduced Herschel CO observations with isobaric models. High spatial resolution observations from ALMA in CO, HCO + (Goicoechea et al., 2016) and reactive ions SH + , HOC+ and SO + (Goicoechea et al., 2017) allowed to resolve a very structured yet very thin interface layer with high thermal pressures compatible with the findings of Joblin et al. (2018). Independently of the actual relevance of the sub-beam clumpiness hypothesis in explaining low or medium resolution observations, it is in any case expected that it becomes less necessary in higher resolution observations such as ALMA and JWST observations. Several models of PDRs, whose physics will be discussed in the next chapter, have been developed across the years. In this thesis, we will make use of the Meudon PDR code (Le Petit et al., 2006;[START_REF] Bourlot | Surface chemistry in the interstellar medium. I. H 2 formation by Langmuir-Hinshelwood and Eley-Rideal mechanisms[END_REF] in Chapters 7 and 8. It solves, in a coupled manner, the stationary states of the thermal and chemical balance, along with the statistical equilibrium for the level populations of the main coolant and observable tracers, and the radiative transfer in both lines and continuum from the UV to the radio domain in a 1D slab geometry. Several other similarly detailed PDR codes have been developed by other teams, with different emphasis in terms of physico-chemical processes or geometry. To name but a few (see [START_REF] Röllig | A photon dominated region code comparison study[END_REF] for a benchmark comparison of the main PDR codes), we can list the CLOUDY code [START_REF] Ferland | The 2013 release of cloudy[END_REF][START_REF] Ferland | The 2017 release of cloudy[END_REF] which also includes the physics of the H ii region, the UCL_PDR code [START_REF] Viti | Hydrocarbons in diffuse and translucent clouds[END_REF][START_REF] Papadopoulos | Molecular Gas in Spiral Galaxies: A New Warm Phase at Large Galactocentric Distances[END_REF][START_REF] Bell | Molecular dark matter in galaxies[END_REF], a time-dependent 1D PDR code later extended to 3D [START_REF] Bisbas | 3D-PDR: a new three-dimensional astrochemistry code for treating photodissociation regions[END_REF](Bisbas et al., , 2015a)), the KOSMA-τ PDR code [START_REF] Stoerzer | FUV irradiated molecular clumps: spherical geometry and density gradients[END_REF][START_REF] Röllig | Full SED fitting with the KOSMA-τ PDR code. I. Dust modelling[END_REF][START_REF] Röllig | The KOSMA-τ PDR Model -I. Recent updates to the numerical model of photo-dissociated regions[END_REF], which uses a spherically symmetrical 1D geometry, the PDR model of Tielens and Hollenbach (1985a); [START_REF] Kaufman | Far-Infrared and Submillimeter Emission from Galactic and Extragalactic Photodissociation Regions[END_REF]Kaufman et al. ( , 2006)); [START_REF] Hollenbach | Water, O 2 , and Ice in Molecular Clouds[END_REF], or the one of [START_REF] Meijerink | Diagnostics of irradiated gas in galaxy nuclei. I. A far-ultraviolet and X-ray dominated region code[END_REF]; [START_REF] Esplugues | Surface chemistry in photodissociation regions[END_REF]. The maintenance and updates of PDR codes require that a team continuously work on these codes. Many of the PDR codes are no more maintained and only a few remain.

In parallel to the models, and in order to understand in detail the competition between different mechanisms, analytical models were derived, especially to understand the transition from atomic to molecular hydrogen. Knowing which fraction of the gas is in atomic and molecular forms is at the very base of the derivation of the Schmidt-Kennicutt (Schmidt, 1959;Kennicutt, 1998) relation where a proportionality link is found between the SFR and the molecular fraction. That is why analytical models like the ones presented in Sternberg (1988); Krumholz et al. (2008); Krumholz and Matzner (2009) or Sternberg et al. (2014) are so important. These models also make the assumption of a stationary state.

Many reviews focused on PDRs have been released, from which we mention Hollenbach and Tielens (1997[START_REF] Hollenbach | Photodissociation regions in the interstellar medium of galaxies[END_REF]; [START_REF] Wolfire | Photodissociation and X-Ray Dominated Regions[END_REF].

1.3.1

Clues about Dynamical Effects Joblin et al. (2018) used the Meudon PDR code to determine if the physics of PDRs could explain the high-J CO lines (up to J = 20) detected by Herschel in the Orion Bar and NGC 7023 NW. They concluded that this was the case but that it implied that the edge of these PDRs are high pressure environments: 2.8 × 10 8 K cm -3 for the Orion Bar and 10 8 K cm -3 for NGC 7023. From ALMA observations of the Orion Bar, Goicoechea et al. (2016) also found that the thermal pressure in the warm molecular region (2×10 8 K cm -3 ) was significantly higher than in the ionized region bordering the Bar. Such a strong pressure gradient could only be sustained by dynamical processes. Goicoechea et al. (2017) present additional ALMA observations of the Orion Bar in which the exceptional spatial resolution allows to highlight the presence of a thin layer a few arcseconds wide with prominent emission from reactive ions such as SH + or HOC + . As seen on Figure 1.6, the layer is very close to the region where the H/H 2 transition takes place, but the S + + H 2 → SH + + H reaction is very endothermic with an activation barrier of 9860 K so should be very slow in the PDR. The reaction barrier can be lowered by the contribution of internal energy of the H 2 molecule. If it is vibrationally excited so that v ≥ 2, then the reaction becomes exothermic. However, the usual PDR models don't predict a high enough density of vibrationally excited H 2 thus suggesting an over-abundance of vibrationaly excited H 2 at the DF or a high temperature and pressure.

In addition, [START_REF] Chevance | A milestone toward understanding PDR properties in the extreme environment of LMC-30 Doradus[END_REF]; Joblin et al. (2018) and Wu et al. (2018) found a strong correlation between the thermal pressure P th of the warm molecular layer of the PDR and the incident dissociating radiation field intensity G 0 as seen on Figure 1.7. This relationship seems to show that the dynamical process responsible for maintaining the high gas pressure in the PDR could be induced by the intensity of the UV field. The stronger the field, the higher the pressure. The hypothesis that this relation could be the result of compression of the PDR by photo-evaporation [START_REF] Bertoldi | The Photoevaporation of Interstellar Clouds. I. Radiation-driven Implosion[END_REF] at the ionization front was proposed in Joblin et al. (2018) and Goicoechea et al. (2016). [START_REF] Bron | Photoevaporating PDR models with the Hydra PDR Code[END_REF] presented photo-evaporation models that succeeded into reproducing the regarding the strong dynamical effects expected in the case of the Horsehead nebula, and by the H 2 1-0 S(1) vibrational line that is not reproduced correctly in stationary and static models, we implement in the Hydra PDR code a full solving of the excitation of the H 2 rotation-vibration levels in Chapter 9. It takes into account, for example, the electronic excitation of H 2 by FUV photons, the spontaneous emission, transitions induced by collisions, excitation at formation, etc. We estimate how the H 2 lines are amplified in different sets of physical conditions, including the Horsehead and the Orion Bar conditions.

Chapter 2

Physics and Chemistry of PDRs

PDRs are the edges of neutral interstellar clouds where the gas goes from its atomic form to its molecular form. These external layers of molecular clouds act as interfaces where the energy of FUV photons is reprocessed into heat and IR line and continuum emission. We describe in Section 2.1 the radiative transfer equation and how the field is absorbed by gas and dust. The photo-heating and radiative cooling processes are the dominant thermal mechanisms, they are discussed in Section 2.2. The FUV field also dominates the chemistry through photo-ionization and photo-dissociation reactions, thus triggering a rich chemistry, as well as the creation of a spatial chemical structure that we detail in Section 2.3. With its singular role in chemistry and this thesis work, processes regarding the H 2 molecule can be found in Chapter 3.

The Radiation Field and Radiative Transfer

The Electromagnetic Spectrum

Figure 2.1 represents the different domains of the electromagnetic spectrum along with the conversion between the different ways to refer to a particular frequency. The FUV part of the spectrum is important for the physics of PDRs. As explained later, it controls the photo-dissociation of molecules and so the transition between atomic and molecular gas. Also, it controls the heating rate of the gas via the photo-electric effect on grains. The Far UV photons are produced by young O and B stars. To determine the structure of PDRs, it is necessary to estimate the flux of these UV photons everywhere in PDRs.

Radiation Field Quantities

Many different definitions of the radiation field are used in the literature and in this paper. We recap some definitions and their units in this section.

Specific Intensity:

A ray propagates along the direction vector k across an element of area dS located at r and oriented with an angle θ with the ray. The ray emerges from the surface within a solid angle dΩ centered around k. The energy transported by the radiation of frequencies comprised between ν and ν + dν during a time interval comprised between t and t + dt is:

dE = I ν (r, k, t) dS cos (θ) dΩ dν dt, (2.1)
the incident UV radiation field is absorbed in the continuum by dust and atoms as C, and in lines by species such as H and H 2 . Inside the PDR, dust heated by UV photons re-emit in the IR and atoms and molecules cool the gas in IR and millimetre lines.

We introduce κ ν the absorption coefficient, in cm -1 , giving the relative loss of energy per unit length along the line of sight caused by absorption processes. The scattering coefficient s ν in cm -1 represents all of the energy scattered away from the line of sight. Additionally, energy can be scattered from other directions k ′ to the direction k of the line of sight, within a solid angle dΩ. Finally, the emissivity parameter ǫ ν is the energy radiated from local matter at a frequency ν, with units of erg cm -3 s -1 sr -1 Hz -1 . The evolution of the specific intensity is given by :

dI ν (k) dl = -I ν (k) (κ ν + s ν ) + ǫ ν (k) + 1 4π Ω s ν (k ′ , k) I ν (k ′ ) dΩ. (2.6)
This equation hides a lot of difficulties, such as the prescriptions of the absorption and emission coefficients for the physical processes included, the boundary conditions, or the fact that this equation is an integro-differential equation and thus difficult to solve. From the integral part of the equation comes this last difficulty, because the transfer must be solved consistently along all of the lines of sight. The s ν (k ′ , k) parameter gives the efficiency of diffusion from the k ′ direction to the k direction of the line of sight. The normalized definition of this efficiency is the phase function φ, defined so that s ν (k ′ , k) = 4π s ν φ(k ′ , k), which actually only depends on the angle α between the directions k ′ and k.

For interstellar grains, when scattering is considered (many models neglect this process because it complicates the radiative transfer), the [START_REF] Henyey | Diffuse radiation in the Galaxy[END_REF] phase function is often used:

φ(α) = ω 1 -g 2 4π 1 (1 + g 2 -2 g cos α) 3/2 , (2.7)
with α the angle relative to the incident ray, ω the albedo or scattering efficiency, which represents the ratio between the radiated energy after the scattering and the energy of the incident radiation, and g the asymmetry factor or anisotropy coefficient, which measures the asymmetry of the phase function:

g = 1 ω φ(α) cos α dΩ (2.8)
with dΩ = sin α dα. The asymmetry factor is 0 if the scattering is isotropic, g = +1 for a full forward scattering, g = -1 for a full backward scattering. For interstellar dust, values of g can be found in [START_REF] Draine | Optical Properties of Interstellar Graphite and Silicate Grains[END_REF]; [START_REF] Mathis | Dust Models with Tight Abundance Constraints[END_REF]; [START_REF] Li | A unified model of interstellar dust[END_REF]; [START_REF] Weingartner | Photoelectric Emission from Interstellar Dust: Grain Charging and Gas Heating[END_REF]; [START_REF] Mathis | Can Reflection from Grains Diagnose the Albedo[END_REF], ranging between 0.47 and 0.67, while the albedo ω is between 0.3 and 0.5.

This expression of the phase function by [START_REF] Henyey | Diffuse radiation in the Galaxy[END_REF] is simple and easy to implement but describes poorly the scattering by dust grains [START_REF] Baes | A new analytical scattering phase function for interstellar dust[END_REF]. A more complex but more precise theory of diffusion by small spherical particles is the [START_REF] Mie | Beiträge zur Optik trüber Medien, speziell kolloidaler Metallösungen[END_REF] theory.

Definition of the Optical Depth:

The optical depth is defined as :

τ ν (l) = l l 0 dτ ν (l ′ )dl ′ = l l 0 κ ν (l ′ ) + s ν (l ′ ) dl ′ .
(2.9)

processes vary in the different components of the ISM. We will describe briefly the different processes and explain where they are the most significant.

Being dominated by the radiation field, the most important heating processes in the H ii region and the PDR relies on the absorption of a photon by a gas species or a grain which emits a supra-thermal electron. This electron thermalizes by undergoing elastic collisions with the gas, hence heating it. In the ionized gas up to the H + /H transition, heating by photo-ionization of hydrogen atoms dominates. In the neutral atomic zone of bright PDRs, the photo-electric effect on grains is the main heating mechanism [START_REF] Röllig | CII] 158 µm emission and metallicity in photon dominated regions[END_REF]. Deeper in the molecular cloud, cosmic rays become the main source of heating. Additional mechanisms can also provide significant contributions in specific conditions and in localized regions of the PDR.

The cooling of the medium relies on the excitation of some species through collisions followed by the emission of IR photons to which the medium is optically thin. The most efficient coolants have fine structure or rotational levels with energies comparable to the gas temperature so that each pumping extracts the most energy out of the medium and is still frequent. Spontaneous emission must be efficient, with a large Einstein A coefficient providing quick evacuation of the energy by emission of a photon. Furthermore, the coolants must be abundant in order to efficiently cool the medium. In [START_REF] Röllig | CII] 158 µm emission and metallicity in photon dominated regions[END_REF], they find that in neutral environment, C ii line emission is the most efficient coolant for densities below ∼ 10 4 cm -3 , while O i dominates the cooling above. Deeper in dense molecular clouds, rotational lines of CO and its isotopologues become the dominant coolants.

Main Heating Processes

We hereafter discuss some of the most important heating mechanisms necessary to capture the physics of PDRs and H ii regions. Other processes can be important in the ISM, such as heating by shocks, ambipolar diffusion or the dissipation of turbulence, but as they are absent or negligible in PDRs, we do not detail them here.

Photo-ionization:

In the H ii region, the heating of the gas is dominated by the photo-ionization of atomic hydrogen. Its rate is : (2.16) where n(H) is the local atomic hydrogen density, 13.6 eV is the ionization potential of hydrogen so that the excess energy of an absorbed photon goes into kinetic energy and gas heating, σ H (ν) is the equivalent cross-section of the ionization reaction and F (ν) is the local radiation field in photon m -2 s -1 Hz -1 .

Γ photo-ionization = n(H) (hν -13.6 eV) σ H (ν) F (ν) dν J m -3 s -1 ,

Photo-electric Effect:

The surface of grains is the site where photo-electric effect takes place, but it can also happen with PAHs [START_REF] Bakes | The Photoelectric Heating Mechanism for Very Small Graphitic Grains and Polycyclic Aromatic Hydrocarbons[END_REF][START_REF] Weingartner | Photoelectric Emission from Interstellar Dust: Grain Charging and Gas Heating[END_REF][START_REF] Berné | Contribution of polycyclic aromatic hydrocarbon ionization to neutral gas heating in galaxies: model versus observations[END_REF]. The absorption of a photon by the grain can sufficiently excite an electron so that it escapes from the grain. The free electron is called a photo-electron and usually has a few eV of energy to dissipate, which is not enough to ionize other species, so it all contributes to the heating of the gas. This mechanism has first been proposed as an important heating process by [START_REF] Watson | Heating of Interstellar H i Clouds by Ultraviolet Photoelectron Emission from Grains[END_REF] and expanded by [START_REF] Draine | Photoelectric heating of interstellar gas[END_REF].

Estimating the resulting heating rate requires computing the dust charge state resulting from photoelectric emission and recombination with free electrons, and is thus dependent on the ionization state of the gas as well [START_REF] Bakes | The Photoelectric Heating Mechanism for Very Small Graphitic Grains and Polycyclic Aromatic Hydrocarbons[END_REF][START_REF] Weingartner | Photoelectric Emission from Interstellar Dust: Grain Charging and Gas Heating[END_REF]. This heating process is the dominant process in UV irradiated neutral gas, with its importance decreasing with depth in the cloud as UV photons are extinguished.

Cosmic Ray Heating:

Even though the heating by cosmic-rays has been mentioned early [START_REF] Goldsmith | Thermal Properties of Interstellar Gas Heated by Cosmic Rays[END_REF], it is today still complicated to quantify its rate. Because the cosmic ray distribution is very steep, there are much more particles with energy of a few MeV than higher ones. These low energy cosmic rays are also the most efficient at interacting with the ISM. However, this part of the spectrum is not directly observed from Earth as they are blocked by the solar wind and magnetic field [START_REF] Padovani | Cosmic-ray ionization of molecular clouds[END_REF][START_REF] Padovani | Production of atomic hydrogen by cosmic rays in dark clouds[END_REF], and the low energy cosmic ray flux reaching molecular clouds can only be estimated indirectly (e.g. [START_REF] Indriolo | H + 3 in Diffuse Interstellar Clouds: A Tracer for the Cosmic-Ray Ionization Rate[END_REF][START_REF] Petit | Physical conditions in the central molecular zone inferred by H 3 +[END_REF][START_REF] Barger | Constraining Cosmic-Ray Ionization Rates and Chemical Timescales in Massive Hot Cores[END_REF]. In the ISM context, the cosmic ray flux is usualy expressed in terms of the ionization rate of H 2 by cosmic rays, ζ CR with values of order 10 -17 -10 -15 s -1 in diffuse medium, and 10 -17 -10 -16 s -1 in cold gas [START_REF] Lepp | The Cosmic-Ray Ionization RATE*[END_REF][START_REF] Mccall | An enhanced cosmic-ray flux towards ζ Persei inferred from a laboratory study of the H 3 + -erecombination rate[END_REF][START_REF] Indriolo | H + 3 in Diffuse Interstellar Clouds: A Tracer for the Cosmic-Ray Ionization Rate[END_REF][START_REF] Padovani | Cosmic-ray ionization of molecular clouds[END_REF][START_REF] Bisbas | Cosmic-ray Induced Destruction of CO in Star-forming Galaxies[END_REF]. The heating indeed relies on the ionization of species (H, He, H 2 ), emitting a secondary electron that dissipates its kinetic energy, heating the gas. The cosmic ray heating is not very efficient compared to the photo-electric heating, but as they penetrate much deeper into the cloud, it inevitably ends up dominating the heating deep in molecular clouds.

Molecular Hydrogen:

The H 2 molecule can heat the gas through different mechanisms. First, UV photons pump H 2 molecules into electronic excited states that most of the time de-excite via fluorescence in high ro-vibrational levels of the ground electronic state. If the density of the gas is large enough (more than 10 4 cm -3 ), H 2 molecules preferentially de-excite towards low v, J levels by collisions, providing kinetic energy to collision partners. This process can become the main heating mechanism at the edge of dense PDRs [START_REF] Röllig | CII] 158 µm emission and metallicity in photon dominated regions[END_REF]. Secondly, instead of de-excitation in the bound levels of the ground electronic state, UV-pumped H 2 molecules can dissociate to produce two H atoms each with a kinetic energy of around 0.5 eV [START_REF] Stephens | Kinetic Energy in the Spontaneous Radiative Dissociation of Molecular Hydrogen[END_REF][START_REF] Hollenbach | Molecule formation and infrared emission in fast interstellar shocks. I. Physical processes[END_REF][START_REF] Abgrall | Total transition probability and spontaneous radiative dissociation of B, C, B' and D states of molecular hydrogen[END_REF]. Thirdly, when H 2 molecules form, they release 4.48 eV of energy that are distributed in grain heating, H 2 kinetic energy, and internal (rotation-vibration) energy [START_REF] Hollenbach | Molecule formation and infrared emission in fast interstellar shocks. I. Physical processes[END_REF]. The distribution of energy between these three possibilities is not known precisely and equipartition is often assumed. In the case of formation of H 2 by the Eley-Rideal mechanism, [START_REF] Sizun | Investigation of ZPE and temperature effects on the Eley-Rideal recombination of hydrogen atoms on graphene using a multidimensional graphene-H-H potential[END_REF] estimated by theory that 0.6 eV goes into kinetic energy and 2.7 eV to internal energy, the rest heating the grain. The kinetic energy can contribute to heat the gas by dissipation, while the high internal energy can be converted to kinetic energy of other species by collisional de-excitation [START_REF] Sternberg | The Infrared Response of Molecular Hydrogen Gas to Ultraviolet Radiation: High-Density Regions[END_REF][START_REF] Röllig | CII] 158 µm emission and metallicity in photon dominated regions[END_REF].

The cloud edge, where the radiation field is the most intense, is the site where formation, destruction and excitation of H 2 are the fastest, and because all of these processes are exothermic, the cumulated heating rate can attain very high values, even dominating over photo-electric effect (actually, vibrational heating alone, or formation alone can dominate Burton et al. 1990b;[START_REF] Bourlot | Surface chemistry in the interstellar medium. I. H 2 formation by Langmuir-Hinshelwood and Eley-Rideal mechanisms[END_REF][START_REF] Röllig | Full SED fitting with the KOSMA-τ PDR code. I. Dust modelling[END_REF].

Other Processes: With an effect similar in some aspects to that of cosmic rays, ionization by X-rays (from e.g. young stellar objects, or AGNs for extragalactic studies) lead to heating of the gas by creating photo-electrons that can ionize, excite or heat other species. Finally, exothermic chemical reactions can also contribute to heat the gas.

Main Cooling Processes

Cooling processes mostly rely on emission lines that convert kinetic energy into radiation lines that are able to leave the cloud. The excitation of species preceding the cooling emission can come from mainly two processes: collisional excitation, or recombination of an ion with an electron into an excited state.

Free-bound Cooling:

In H ii regions, ionized hydrogen can recombine with free electrons. The kinetic energy of the electron is radiated away in continuum free-bound emission. This processes is however quite a negligible coolant in H ii regions.

Free-free Cooling: Protons interacting with electrons through their electric field decelerate them, leading to the emission of a photon. This Bremsstrahlung cooling process is also not very important except in pure hydrogen ionized region.

Line Emission Cooling:

The most important cooling processes often rely on the excitation of a species by collisions, followed by a spontaneous radiative emission allowing for the energy to leave the cloud. Good cooling species are therefore the ones that have high collision rates with the most abundant colliding species like H, H 2 , helium or electrons, along with an energy gap close to the gas temperature ∆E = E 2 -E 1 ≃ k B T gas . Furthermore, species with large Einstein A coefficients compared to the inverse time scale of collisional de-excitation allow for the energy to be radiated away instead of being converted back to thermal energy. Species like atomic hydrogen or helium are bad coolants in most of the neutral gas due to the high energy of their first excited level (but Lyman α cooling can sometimes become a non negligible contributor very close to the ionization front where both a temperature close to ≃ 10 4 K and a high atomic hydrogen abundance are present). H 2 is also a rather inefficient coolant because the transitions between two consecutive rotation-vibration levels (∆J = 1) are forbidden, and its allowed transitions are quadrupolar and thus have rather small Einstein A coefficients. Despite not being very abundant, C + and O are the most important coolants thanks to their fine structure level that can be populated at the typical temperatures of the neutral gas. Deeper in the molecular cloud, C + disappears as CO becomes the main reservoir, and CO becomes the main coolant as well. However, the medium has to remain optically thin in the cooling line in order for the photons to efficiently escape the cloud. Even deeper in the cloud, CO becomes optically thick and isotopologues like 13 CO, C 18 O or 13 C 18 O, which are much less abundant, can take over the cooling.

As said previously, because of the lack of electric dipole of the H 2 molecule, it has no dipolar transitions, and because of its small mass the rotation and vibration levels are widely separated. The first permitted transition is between J = 2 and J = 0, separated by 509 K. The H 2 molecule can nevertheless become an important coolant in the warm molecular gas layer present in dense and strongly irradiated PDRs.

In the ionized region, despite their low abundances, the main coolants are O iii, N ii, and O ii closer to the ionization front. Other ions (e.g. Ne ii, S ii) can also contribute. The fine structure lines (e.g. O iii FIR fine structure lines at 52 and 88 µm) are transition from levels separated by ∼ 0.1 eV, and despite being important contributor to the total cooling, they are quite insensitive to the gas temperature (for typical H ii region temperatures) and thus are not the lines determining the equilibrium temperature. In contrast, visible lines arise from electronic transitions (e.g. Oiii lines at 5008 and 4960 Å) between levels with energy separations around 1 eV, which is around the gas temperature T gas ≃ 10 4 K, so they are both efficient coolants and act as a good thermostat regulating the gas to this temperature. At the H + /H transition, the Lyman α cooling and the [O i] 6300 Å line cooling becomes the dominant processes [START_REF] Tielens | The Physics and Chemistry of the Interstellar Medium[END_REF].

The cooling rate of a two-level system (upper level i, lower level j) can be written as the following general expression found in [START_REF] Hollenbach | Molecule formation and infrared emission in fast interstellar shocks. I. Physical processes[END_REF] or [START_REF] Röllig | CII] 158 µm emission and metallicity in photon dominated regions[END_REF]:

Λ ij = n i A ij ∆E ij β(τ ij ) erg cm -3 s -1 ,
(2.17)

where n i is the number of species in the upper state i, A ij the Einstein spontaneous emission coefficient, ∆E ij the transition energy and β is the emitted photon escape probability, depending on the optical depth at the transition wavelength. To get exact rates, this formula hides many difficulties in both the escape probability [START_REF] Elitzur | A new exact method for line radiative transfer[END_REF], and the n i which require the complete computation of the population in each level by solving the equilibrium between transitions by collisions, radiation or UV-pumping (requiring a coupling with radiative transfer, Gonzalez [START_REF] Gonzalez Garcia | Radiative transfer revisited for emission lines in photon dominated regions[END_REF]. However, approximations are sometimes used to simplify the implementation.

Gas-grain Coupling:

The gas and the grains temperatures are usually different, and heat transfer can occur between the two. This mechanism can act as a cooling or a heating process for the gas depending on whether it is warmer or colder than the grains.

The Chemistry in PDRs

In PDRs, the chemistry is driven by the presence of FUV photons. Photo-reactions are therefore very important with for example the photo-dissociation of H 2 , of CO or the photo-ionization of atomic carbon. Ionized species are at the base of fast ion-neutral reactions. Additionally, dust surface chemistry is central, for example for the formation of H 2 . It is important to understand the chemistry of PDRs to be able to interpret observations of species. Some species can only be found in specific conditions. Excited atomic hydrogen formed by recombination emits the Lyman α line and many other recombination lines: it therefore serves as a tracer of the ionized gas. The atomic oxygen [O i] fine structure lines can be used as a tracer for the atomic gas. CO and its isotopes trace the cold molecular gas (in its high-J rotational lines, CO also traces the warm molecular layer of the PDR). The H 2 lines trace the conditions near the H/H 2 transition. A good example of the use of tracers is established on Figure 1.6 where the structure of the Orion Bar is revealed by lines of species that are not very abundant in the medium. To be able to interpret these observed tracers, we need to understand the chemical network taking place in the ISM. Many different physico-chemical processes exist, forming or destroying species. We quickly review the most important processes in Section 2.3.1, and discuss the spatial chemical structure of a PDR in Section 2.3.2.

The Basis of Chemistry in the ISM

Ion-neutral Reactions: Reactions between a neutral (atomic or molecular) and an ionic species are exothermic. A species can possess a pre-existing electric dipole, but the approach of the cation can also induce the appearance of a dipole by deforming the electronic cloud. The resulting attracting force between the ion and the dipole has for consequence that the reaction rates between ions and neutrals are fast and often possess no activation barriers [START_REF] Herbst | Gas Phase Chemical Processes in Molecular Clouds[END_REF]. The rate of a reaction of the form A + + B → C + + D gives the number of reactions per unit volume per unit time. The reaction constant k in cm 3 s -1 can depend on the temperature, and is usually two orders of magnitude higher than neutral-neutral reactions. The reaction rate is proportional to both the A + and B reactant species densities, and is written k n(A + ) n(B), in cm -3 s -1 .

Radiative Association:

The radiative association is a combination of two reactants, through collision, into a product that is excited but then relaxes, stabilises by emitting a photon: A + B → AB* → AB + hν. However, measurements of this reaction rate in laboratory is made difficult by de-excitations by collisions that are much faster than in the ISM conditions. The rate is therefore usually estimated with theoretical calculations.

Dissociative Recombination: Molecular ions, formed either by ionization or reaction with an ion, can capture an electron to neutralize. It is possible for the produced molecule to be in an excited electronic state that can dissociate. The reaction is of the form AB + + e -→ A + B. The reaction rate is usually approximated by the formula k diss-recomb = α × Tgas 300 K β where α is of order 10 -8 -10 -7 and β between -0.3 and -1.

Neutral-neutral Reactions:

The PDR and molecular media are mainly neutral. Neutral-neutral reactions A+B → C+D are slower than ion-neutral reaction (∼10 -11 cm 3 s -1 versus ∼10 -9 cm 3 s -1 ). Moreover, many of the neutral-neutral reactions that take place in the ISM have activation barrier that must be overcame. Those reactions preferentially take place in warm environments as the edge of PDRs.

Photo-reactions:

Apart from the photo-heating of the gas, the radiation field is very important in understanding PDRs as it controls all of the photo-ionization and photo-dissociation processes. In PDRs, photo-reactions are produced by FUV photons. Their efficiency is controlled by wavelength dependent cross-sections, σ(λ), determined by laboratory experiments. Photo-rates are written:

k ph = 4π J λ λ hc σ(λ) dλ.
(2.18)

A detailed computation of these rates may be complicated since it requires to know, at each position of a cloud, the mean intensity of the radiation field at each wavelength, J λ . In most astrochemistry databases, approximations are provided in which the photorates are computed using an estimation of this rate in the ISRF scaled by G 0 and attenuated by the extinction:

k ph (τ FUV ) = k ph (0) × G 0 × e -β A V , (2.19)
with k ph (0) and β provided in databases. A good reference on photo-reactions is [START_REF] Heays | Photodissociation and photoionisation of atoms and molecules of astrophysical interest[END_REF], as well as the Leiden database that provides photo-reaction cross-sections (http://home.strw.leidenuniv.nl/~ewine/photo/).

Dust Surface Chemistry:

The H 2 molecule cannot form efficiently in the gas phase. The main route of formation of this molecule instead takes place at the surface of dust grains. The process of formation of H 2 on grains is a key process studied in several laboratory experiments and from a theoretical point of view. Several formalisms have been proposed, from classical rate equations formalism to moment or master equations that include stochastic processes on dust grains (see Bron et al. 2014 and references therein). Even in PDRs, other molecules can be formed on ices as H 2 O and methanol. A detailed description of the many processes on grain surfaces is beyond our scope and we refer interested readers to dedicated publications starting with one of the first works that addresses surface chemistry in PDRs, being [START_REF] Hollenbach | Water, O 2 , and Ice in Molecular Clouds[END_REF].

The Transition from Atomic to Molecular Gas

In the ISM and most specifically in PDRs, we find both atomic and molecular media. In the edge of the PDR illuminated by FUV radiation from stars, the molecular hydrogen H 2 and CO are photo-dissociated to form the atomic phase. Thanks to dust and self-shielding, the FUV radiation is extinguished and the core is mainly molecular. Therefore, a neutral cloud is made of an inner molecular part of a cloud surrounded by a layer of atomic hydrogen [START_REF] Elmegreen | H i Superclouds in the Inner Galaxy[END_REF]. A similar layered structure occurs for carbon, with a molecular (CO) core surrounded by atomic and ionized carbon layers. The transition between the two phases is central to the study of star formation, because the formation of stars occurs in cold and molecular gas. Only the mass fraction of molecular gas of a cloud will contribute to star formation.

The modeling of the H/H 2 transitions has especially been the subject of many studies, including more or less elaborate ways to treat the H 2 self-shielding [START_REF] Federman | Atomic to molecular hydrogen transition in interstellar clouds[END_REF][START_REF] De Jong | Hydrostatic models of molecular clouds[END_REF]Tielens and Hollenbach, 1985a;[START_REF] Viala | Chemical equilibrium from diffuse to dense interstellar clouds. I. Galactic molecular clouds[END_REF][START_REF] Black | Fluorescent Excitation of Interstellar H 2[END_REF]van Dishoeck andBlack, 1988, 1990;[START_REF] Viala | Chemical equilibrium from diffuse to dense interstellar clouds. III. The model of the diffuse cloud dzeta Ophiuchi revisited[END_REF]Sternberg, 1988;[START_REF] Sternberg | The Infrared Response of Molecular Hydrogen Gas to Ultraviolet Radiation: High-Density Regions[END_REF]Burton et al., 1990b;[START_REF] Spaans | Photon-dominated Regions around Cool Stars: The Effects of the Color Temperature of the Radiation Field[END_REF][START_REF] Draine | Structure of Stationary Photodissociation Fronts[END_REF][START_REF] Sternberg | The Ratio of Ortho-to Para-H 2 in Photodissociation Regions[END_REF][START_REF] Kaufman | Far-Infrared and Submillimeter Emission from Galactic and Extragalactic Photodissociation Regions[END_REF]Le Petit et al., 2006;Goicoechea and Le Bourlot, 2007;Krumholz et al., 2008;Krumholz and Matzner, 2009;Sternberg et al., 2014;[START_REF] Bialy | HI-to-H2 Transitions in the Perseus Molecular Cloud[END_REF][START_REF] Bialy | Analytic H I-to-H 2 Photodissociation Transition Profiles[END_REF][START_REF] Bialy | The H I-to-H 2 Transition in a Turbulent Medium[END_REF]Sternberg et al., 2021). Among the numerous theoretical and numerical models of the H/H 2 transition presented above, Sternberg (1988) was the first to analytically derive the total H i column density integrated from the IF to the core of the cloud. This atomic phase column density gives the quantity of matter that must be removed from the total to derive the molecular fraction and thus the SFR. The formula for the total column density of atomic hydrogen is a function of the intensity of the radiation field and the density of the medium and is valid in the planar geometry. Krumholz et al. (2008); Krumholz and Matzner (2009) extended this study to finite-size and spherical geometries and included the metallicity dependence. Sternberg et al. (2014) and [START_REF] Bialy | Analytic H I-to-H 2 Photodissociation Transition Profiles[END_REF] updated again those models in order to apply them to global galaxy evolution studies by deriving the total atomic hydrogen column density.

The transition between ionized, atomic and molecular carbon in the form of CO occurs deeper into the cloud than the H/H 2 transition. Because the ionization potential of atomic carbon is lower than that of hydrogen, the carbon is mainly in ionized form in the neutral region. As we go deeper, the continuum absorption by dust and recombined atomic carbon reduces the ionizing flux, allowing for the conversion to atomic carbon. Deeper into the cloud, in an environment already mainly made of H 2 , the transition from atomic to molecular (CO) carbon is controlled by photo-dissociation of CO. This process happens in lines, which overlap with UV-pumping lines of H 2 , in a way that H 2 can contribute to shielding CO from dissociation. Therefore, there is a C + /C transition quickly followed by a C/CO transition, so that we refer to this structure as the C + /C/CO transition. CO is an important tracer of the molecular gas in the ISM, replacing H 2 in the cold regions. In typical cold molecular conditions with T gas ∼ 15 K, H 2 has insignificant emission given that the lowest rotational H 2 lines have ∆E/k B = 510 K. The CO molecule, however, thanks to the presence of a permanent electric dipolar moment, is easily excited even in cold conditions because the first rotational line has ∆E/k B ≃ 5.5 K. Even though being the most abundant molecule in the Universe, and the fuel of star formation, H 2 has to be traced by CO (as the CO lines quickly become optically thick, CO isotopologues like 13 CO may be used instead). To get the H 2 column density, the integrated line intensity of CO is often simply multiplied by a CO-to-H 2 conversion factor X CO ≃ 2 × 10 20 cm -2 (K kms -1 ) -1 (see [START_REF] Bolatto | The CO-to-H 2 Conversion Factor[END_REF] for an in-depth review of the conversion factor).

Finally, and as we saw, the C + /C/CO transition takes place in an already molecular environment. Therefore, there is an outer slab of H 2 gas that is not traced by CO. In dense and strongly illuminated PDRs, a significant FUV flux is still present in this layer that can populate the excited ro-vibrational levels of H 2 through UV pumping and the subsequent cascade. The slab of gas is therefore quite bright in ro-vibrationally excited H 2 . Furthermore, chemical reactions with H 2 can sometimes require to overcome activation barriers well beyond the gas temperature because of the low reactivity of the molecular hydrogen. Vibrational excitation of molecular hydrogen represents an internal energy close to, or of the order of, the eV that can contribute to overcome the activation barrier of some reactions (Tielens and Hollenbach, 1985a;[START_REF] Sternberg | Chemistry in Dense Photon-dominated Regions[END_REF] in what is called the hot chemistry. These reactions thus have H 2 level-dependent rates. For example, the reactions C + + H 2 → CH + + H or S + + H 2 → SH + + H have activation barrier of 0.37 eV (or ∼4 300 K), and 0.86 eV (or ∼9 860 K). These reactions become efficient if the H 2 is vibrationally excited to v = 1 [START_REF] Hierl | Rate coefficients for the endothermic reactions C+ + H 2 (D 2 ) -> CH + (CD + ) + H(D) as functions of temperature from 400-1300 K[END_REF][START_REF] Agúndez | The Chemistry of Vibrationally Excited H 2 in the Interstellar Medium[END_REF][START_REF] Zanchet | H 2 (v = 0,1) + C + ( 2 P) -> H+CH + State-to-state Rate Constants for Chemical Pumping Models in Astrophysical Media[END_REF] and v = 2 (Zanchet et al., 2013a), respectively. The CH + and SH + molecular ions were found to be correlated to vibrationally exited H 2 in spatially resolved observations in the Orion Bar (Goicoechea et al., 2016(Goicoechea et al., , 2017)).

Chapter 3

The H 2 Molecule

H 2 Energy Structure

H 2 is the most abundant molecule of the Universe, and has a pivotal role in this thesis, it is hence useful to have a brief summary of its spectroscopic properties. As for other molecules, the Born-Oppenheimer approximation [START_REF] Born | Zur Quantentheorie der Molekeln[END_REF] is often used to determine the electronic and nuclei ro-vibrational states. In this approximation, the motion of the electrons and of the nuclei are decoupled because the lighter electrons move much faster than the heavier protons (m H ≃ 1836 m e -). Any movement of the nuclei is therefore instantly accompanied by the update of the electrons orbits. Below, we describe first the H 2 electronic structure then its ro-vibrational structure.

Electronic States

Because the electric field created by the two nuclei is not spherical, the orbital angular momentum of the electrons L is not conserved. However, the molecule internuclear axis z is an axis of symmetry, so that the projection L z of the orbital angular momentum on this axis is conserved. The eigenvalues of the orbital angular momentum projection on the symmetry axis are: M L with M L = L, L -1, ..., -L + 1, -L, with L the quantum number associated to L 2 so that if |L M L is an eigenvector of L 2 , then L(L + 1) 2 is the eigenvalue. Using that the energy of the system is invariant by inversion of the direction of rotation of the electrons, we can define Λ = |M L |. Electronic states which have Λ = 0 are therefore doubly degenerated, corresponding to M L and -M L . To each value of Λ we associate an electronic state name with a Greek letter. For example, Λ = 0 is Σ, Λ = 1 is Π and Λ = 2 is ∆.

The electronic wave function of the Σ states is either symmetric or anti-symmetric by reflection on a plane containing the internuclear axis. The associated eigenvalue of the reflection operator is +1 for symmetry, and -1 for anti-symmetry. We therefore note Σ + or Σ -.

For the Π states, the degeneracy arising from M L = ±Λ can be lifted by taking into account the interaction between the motions of electrons and the nuclei. The Λ-doubling phenomenon therefore leads to two Π + and Π -states with close energies. Furthermore, we have the presence of a center of symmetry from electrons positions. Inverting the electrons also lead to the wave function being symmetric or anti-symmetric. The states are denoted as even (gerade in German), or odd (ungerade), and are written Σ g , Σ u , Π g , Π u ... Finally, the electrons have a spin ±1/2 so that the projection of the spin operator on the internuclear axis has S = 0 or 1 as eigenvalues, with respective degeneracies 1 and 3 accounting for the number of states having an anti-symmetric or symmetric behaviour of the wave function by inversion of the electrons. This degeneracy is noted as an exponent. For example, for S = 0, the electronic state writes1 Σ and for S = 1, 3 Σ.

The ground electronic state is therefore named 1 Σ + g , and is usually referred to as the X state in molecular spectroscopy.

Figure 3.1 presents the first H 2 electronic states.

Rotation and Vibration of the Nuclei in the Ground Electronic State

The nuclei can move by rotation around the axis perpendicular to the molecule, and can vibrate along the internuclear axis. The quantification of the energies associated to these motions leads to a ladder of ro-vibrational levels. For the ground electronic state, the energy of these levels can be approximated by [START_REF] Hertzberg | Molecular Spectra and Molecular Structure[END_REF]:

E(v, J) = ω 1 2 + v + B 0 J (J + 1), (3.1)
where v = 0, 1, 2... is the vibration quantum number, J = 0, 1, 2... is the rotation quantum number, = h/(2π) is the reduced Planck constant, h ≃ 6.626 × 10 -34 J s is the Planck constant, ω = k µ the angular frequency with k = V ′′ (R 0 ) the spring force constant of the co-valence bond, V ′′ (R 0 ) the second derivative of the potential of the ground electronic state, µ = m H /2 the reduced mass of H 2 , B 0 = 2 /(2I 0 ) the rotation constant, I 0 = µ R 2 0 the moment of inertia of the molecule, R 0 ≃ 7.416 × 10 -9 cm = 0.74 Å [START_REF] Field | Hydrogen Molecules in Astronomy[END_REF] the inter-nuclear distance that minimises the potential of the ground electronic state presented on Figure 3.1, and ω/2 is the zero point energy.

As we can see on Figure 3.1, the harmonic oscillator approximation does not hold very well because of the asymmetry of the electronic potential, which originates from the presence of centrifugal forces. A perturbative expansion provides more precise values for the energy of the levels :

E(v) = ω 1 2 + v - 15 4 σ 2 ω 1 2 + v 2 - 7 16 σ 2 ω + ... (3.2)
where σ is a dimensionless number ≪ 1 that depends on the shape of the energy potential. This formula allows to see that the anharmony has the effect of reducing the energy of the vibrational levels. Figure 3.2 represents the energies of the H 2 levels as a function of v and J.

Considering the temperatures of the molecular gas in the ISM, only the first rovibrational levels of the ground electronic state can be collisionally populated. The first 302 ro-vibrational states are bound levels. The energy of the highest bound rovibrational state (v = 14, J = 4) 1 of the ground electronic ground state is at ∼ 5.2×10 4 K. So, H 2 can be destroyed by collisions only in very warm gas, at the edge of very bright PDRs.

Ortho-H 2 and Para-H 2

Protons have a 1/2 spin. Depending on the orientation of the spins of the two protons, H 2 takes two forms, ortho and para. Ortho-H 2 has a total nuclear spin of 1 and para-H 2 has total nuclear spin of 0. The degeneracy of para levels is 2J + 1 and 3(2J + 1) for ortho levels; the pre-factors 1 and 3 corresponding to the number of values that the projection of the spin on a reference axis can take. Also, it can be shown that to respect the Pauli Exclusion Principle, ortho levels have to correspond to odd values of J, and para levels to even values of J. The nuclear spins being weakly coupled to the electromagnetic field, there is almost no conversion from one isomer to the other by radiative means, with a rate of only 6 × 10 -14 yr -1 [START_REF] Pachucki | Ortho-para transition in molecular hydrogen[END_REF]. The two nuclear spin isomers therefore behave almost like two different species.

The ortho-to-para ratio, OPR, is defined as the ratio of the H 2 level populations in ortho and para states. At local thermodynamic equilibrium (LTE), we have :

OPR LTE (T gas ) = i∈ortho-H 2 g i exp -E i k B Tgas i∈para-H 2 g i exp -E i k B Tgas , (3.3)
with g i the degeneracies of the levels, E i the energy of the levels, and T gas the gas temperature. At high temperature (above 200 K) the OPR converges to 3 and falls to 0 at low temperature.

While radiative ortho-para conversions are not possible, ortho-para conversion can take place through reactive collisions with H and H + . In that case, a proton is exchanged during the collision. Because of an activation barrier, collisions with H are efficient only in warm gas. Ortho-para conversion can also take place at the surface of dust grains (see [START_REF] Bron | Efficient ortho-para conversion of H 2 on interstellar grain surfaces[END_REF] and references therein). We will discuss in more details these mechanisms in Section 9.2.

OPRs are often used to infer physical conditions and processes in interstellar regions. For example, it has been observed that in warm PDRs, the OPR of vibrationally excited H 2 is often lower than 3, ranging between 1.5 and 2.2 [START_REF] Hasegawa | Level Population and Para/Ortho Ratio of Fluorescent H 2 in NGC 2023[END_REF][START_REF] Ramsay | Pure Fluorescent H 2 Emission from Hubble 12[END_REF][START_REF] Chrysostomou | Physical conditions in photodissociation regions : M 17 ,orthern bar[END_REF][START_REF] Hora | A Butterfly in the Making: Revealing the Near-Infrared Structure of Hubble 12[END_REF][START_REF] Shupe | The Kinematics and Excitation of Molecular Hydrogen Emission in the Planetary Nebula BD +30 degrees 3639[END_REF][START_REF] Hatch | Detections of molecular hydrogen in the outer filaments of NGC1275[END_REF][START_REF] Roussel | Warm Molecular Hydrogen in the Spitzer SINGS Galaxy Sample[END_REF][START_REF] Le | Fluorescent H 2 Emission Lines from the Reflection Nebula NGC 7023 Observed with IGRINS[END_REF][START_REF] Kaplan | A Near-infrared Survey of UV-excited Molecular Hydrogen in Photodissociation Regions[END_REF]. According to theories of the H 2 OPR as the one by [START_REF] Sternberg | The Ratio of Ortho-to Para-H 2 in Photodissociation Regions[END_REF], this probes the excitation mechanism due to UV radiative pumping of J=0 and J=1 levels via Lyman and Werner transitions followed by fluorescence in the ground electronic state (see Section 9.2.3 for more details).

Finally, let's note that in diffuse clouds, the H 2 OPR can be higher than 3. As explained by [START_REF] Abgrall | Photodissociation of H2 and the H/H2 transition in interstellar clouds[END_REF] and [START_REF] Sternberg | The Ratio of Ortho-to Para-H 2 in Photodissociation Regions[END_REF], the J = 1 ortho level is more populated than the J = 0 para level because of the nuclear spin degeneracy of 3. As a consequence, at the beginning of the H/H 2 transition, self-shielding of ortho levels is more efficient than in para levels. This creates a local peak of the OPR. The peak ends when the photo-dissociation rate of both spin isomers become negligible compared to other processes like proton exchange with colliding species (Figure 3.3).

The physics and chemistry of the gas can depend on the OPR. Indeed, [START_REF] Vaytet | On the role of the H 2 ortho:para ratio in gravitational collapse during star formation[END_REF] made numerical models showing that the OPR plays a role in the heat capacity of the gas, as well as in the equation of state, which are both critical in the dynamics of gravitationally collapsing cores in star-forming regions. Moreover, the efficiency of some reactions depends on the ortho or para form of H 2 such as the deuteration of H + Table 3.2: Spectroscopic parameters of a few pure rotational and ro-vibrational transitions of the ground electronic state of H 2 [START_REF] Roueff | The full infrared spectrum of molecular hydrogen[END_REF]. coefficients depend a lot on the energy between the two levels, as it is proportional to ∆E 5 ij . For a transition between two rotational states i and j with rotational numbers J i and J j so that J i = J j + 2, it can be approximated as:

Line name v J v ′ J ′ ∆E [eV] ∆E [K] λ [µm] A ij s -1 0-0 S(
A ij = 1 15 α 5 c 4 (E i -E j ) 5 3J i (J i -1) 2(2J i -1)(2J i + 1) , (3.4)
with α = e 2 4πε 0 c ≃ 7.297×10 -3 the fine-structure constant, ε 0 the dielectric permeability in vacuum, and with A ij in s -1 and E i,j in Joule.

Those coefficients, as well as the levels energies, were first derived in [START_REF] Kołos | Accurate Adiabatic Treatment of the Ground State of the Hydrogen Molecule[END_REF] for the ground electronic state quadrupole transitions, [START_REF] Wolniewicz | Quadrupole Transition Probabilities for the Excited Rovibrational States of H 2[END_REF] for excited ro-vibrational quadrupole transitions, [START_REF] Pachucki | Magnetic dipole transitions in the hydrogen molecule[END_REF] for v = 1 → 0 magnetic dipole transitions (∆J = 0), and more recently [START_REF] Roueff | The full infrared spectrum of molecular hydrogen[END_REF] for the full spectrum of H 2 with both electric quadrupole and magnetic dipole transitions. Table 3.2 gives the spectroscopic parameters of a few transitions among the 4711 derived in [START_REF] Roueff | The full infrared spectrum of molecular hydrogen[END_REF]. Figure 3.4 represents the spontaneous emission coefficient as a function of the energy gaps of the transitions. On the same figure are also represented the energies and coefficients of Lyman and Werner transitions respectively from the B and C electronic states (see Figure 3.1). These values come from the experience done by [START_REF] Dabrowski | The Lyman and Werner bands of H 2[END_REF] and from the computations as well as the mesures done at the Meudon VUV spectrometer reported in Abgrall et al. (1993a) and Abgrall et al. (1993b).

Chemistry of H 2

Formation of H 2

H 2 cannot be formed efficiently by the radiative association of two ground-state atoms of hydrogen. Indeed, to stabilize the system, some of the 4.48 eV liberated by the formation must be radiated away. Because H 2 has no electric dipolar moment, the release of this energy is too slow compared to the time needed for the two atoms to part away. However, a dipole-allowed radiative association is possible if one of the hydrogen atoms is in an excited state [START_REF] Latter | Molecular Hydrogen Formation by Excited Atom Radiative Association[END_REF]. Another gas-phase pathway to form H 2 is the reaction between H and H -, a two-steps process where interaction, chemisorbed hydrogen atoms can reside on dust grains even if those ones are warm. This allow the formation of H 2 even in harsh environments.

Even though there is quite a consensus on these mechanisms being the main formation channel of H 2 , there is a lack of data to precisely quantify the formation rate as it depends on the abundance of grains, their size distribution, their composition (silicates, graphite, PAHs, ice mantles...) or the shape of their surface (amorphous, crystalline, spongy...). The formation rate of H 2 on dust grains has then first been derived by [START_REF] Jura | Interstellar clouds containing optically thin H 2[END_REF] thanks to Copernicus observations of H 2 in absorption in diffuse clouds. This formation rate has been confirmed by FUSE observations [START_REF] Gry | H 2 formation and excitation in the diffuse interstellar medium[END_REF]. The mean H 2 formation rate on grains is often written : [START_REF] Jura | Interstellar clouds containing optically thin H 2[END_REF]. This value is a mean value in diffuse clouds. As we will see in the following sections, ISO and Spitzer observations of H 2 emission lines in PDRs suggest that the H 2 formation rate be higher than this value [START_REF] Habart | Density structure of the Horsehead nebula photo-dissociation region[END_REF].

F H 2 = R n H n(H), (3.5) with R ≃ 3 × 10 -17 cm 3 s -1 (
Different formalisms have been suggested to simulate H 2 formation on dust grain [START_REF] Cazaux | Molecular Hydrogen Formation in the Interstellar Medium[END_REF][START_REF] Lipshtat | Moment equations for chemical reactions on interstellar dust grains[END_REF][START_REF] Bourlot | Surface chemistry in the interstellar medium. I. H 2 formation by Langmuir-Hinshelwood and Eley-Rideal mechanisms[END_REF][START_REF] Bron | Surface chemistry in the interstellar medium. II. H 2 formation on dust with random temperature fluctuations[END_REF]. As shown by [START_REF] Bourlot | Surface chemistry in the interstellar medium. I. H 2 formation by Langmuir-Hinshelwood and Eley-Rideal mechanisms[END_REF], the introduction in PDR models of chemisorption sites and of the Eley-Rideal mechanism reconciles observations and laboratory experiments. Indeed, laboratory experiments showed that H 2 cannot be formed efficiently through the Langmuir-Hinshelwood process on surfaces with T surface > 20K whereas H 2 is detected in PDRs where grains are warm [START_REF] Habart | Some empirical estimates of the H 2 formation rate in photon-dominated regions[END_REF][START_REF] Habart | Density structure of the Horsehead nebula photo-dissociation region[END_REF]. In addition, most formalisms to simulate H 2 formation rates on grains in astrochemistry codes are based on rate equations and do not consider the stochastic processes that take place on grains. [START_REF] Bron | Surface chemistry in the interstellar medium. II. H 2 formation on dust with random temperature fluctuations[END_REF] presented a model of formation of H 2 on grains that considers fluctuations of the grain temperatures by absorption or emission of discrete photons. They found that rate equation formalisms underestimate the efficiency of Langmuir-Hinshelwood mechanism that can be as efficient as the Eley-Rideal mechanism at the edge of PDRs.

Destruction of H 2

H 2 can be destroyed by collisional dissociation in hot gas (> a few 1000 K), so at the edge of very warm PDRs. It can also be destroyed by radiative excitation. Since the molecule does not have a dipole moment, direct radiative transitions, from J = 0 and 1 to the continuum of the X electronic state, are strongly forbidden. Direct photo-dissociation can however occur via electronic transitions if the energy of the photon reaches 14.7 eV, which is above the Lyman limit of 13.6 eV (see Figure 3.1). Nevertheless, those photons are usually already absorbed in H ii and H i regions, as well as photons able to ionize H 2 which energy must be at least 15.3 eV [START_REF] Spitzer | The Temperature of Interstellar Matter[END_REF]. Those processes can hence usually be neglected as long as the ionization front and the dissociation front are well separated.

The dominant dissociation process of the H 2 molecule in presence of UV photons is the Solomon photo-dissociation mechanism [START_REF] Solomon | The Opacity of Light Molecules in Astrophysics[END_REF], described in Field et al. 1966;[START_REF] Stecher | Photodestruction of Hydrogen Molecules in H I Regions[END_REF][START_REF] Stephens | Spontaneous radiative dissociation in molecular hydrogen[END_REF][START_REF] Abgrall | Photodissociation of H2 and the H/H2 transition in interstellar clouds[END_REF]. It consists in the absorption of a FUV photon with energy above 6 eV in order to raise the H 2 molecule from the ground electronic state to one of the electronic excited state ation to the wings of the line profile. Modeling precisely this mechanism is complicated because the full Voigt profile of the lines have to be considered and because many H 2 Lyman and Werner lines overlap as soon as the lines are broad (Hollenbach et al., 1971;[START_REF] Federman | Atomic to molecular hydrogen transition in interstellar clouds[END_REF][START_REF] Draine | Structure of Stationary Photodissociation Fronts[END_REF].

First, let us introduce the notion of equivalent width. To any line between level i and j, and of oscillator strength f ij , we can associate an equivalent cross section:

σ ij (ν) = π e 2 m e c f ij φ(ν), (3.6)
where e is the electron charge and m e its mass. The line profile, φ(ν) is normalized so that:

∞ 0 φ(ν)dν = 1. (3.7)
We can also define an optical depth in the line associated to this transition:

τ ij (ν) = σ ij (ν) × N (H 2 , i), (3.8)
where N (H 2 , i) is the H 2 column density in the level i from the edge of the cloud to the considered position.

The total i → j transition probability ζ ij (integrated over frequency) per time unit is:

ζ ij = ∞ 0 B ij u(ν, x)φ(ν)dν = ∞ 0 B ij u(ν, 0) e -τ ij (ν) e -τg(ν) φ(ν)dν, (3.9)
where B ij is the Einstein absorption coefficient, u(ν, x) the energy density at a frequency ν at a position x in the cloud (x = 0 being the beginning of the cloud), and τ g is the dust optical depth. Furthermore, we can derive d phot ij the probability for this transition to lead to photo-dissociation by using the dissociation probability p (diss) j in level j:

d phot ij = ζ ij p (diss) j , (3.10)
which, by summing over all possible paths in the electronic states, gives us the total photo-dissociation rate. Now let us simplify a bit Equation (3.9) by assuming that over the width of the line profile both u(ν, 0) and τ g (ν) do not vary a lot so that we can take these terms out of the integral and just use their values at the line center ν ij : (3.11) where we define the integral term to be the H 2 self-shielding:

ζ ij = B ij u(ν ij , 0) e -τg(ν ij ) ∞ 0 e -τ ij (ν) φ(ν)dν,
∞ 0 e -τ ij (ν) φ(ν)dν ≡ dW ij d (N i σ ij ) = m e c f ij πe 2 dW ij dN i , (3.12) with σ ij = ∞ 0 σ ij (ν)dν = f ij πe 2 /(m e c).
The self-shielding is thus sometimes defined as dW ij /dN i , but is also found defined as [START_REF] Federman | Atomic to molecular hydrogen transition in interstellar clouds[END_REF] for example. This definition introduces the equivalent width, W ij , which is a measure of the width of the line in the frequency space and is written as:

J ij = dW ij /d (N i σ ij ) in
W ij (N i ) = ∞ 0 1 -e -σ ij (ν) N i dν. (3.13)
This quantity is of central interest as it represents the surface of the absorption line. The W ij (N i ) curve is called the "curve of growth" (right panel of Figure 3.6). For observers, this curve is used to deduce the column density from spectral line observations. This curve, as well as the left panel of Figure 3.6 illustrates that there are 3 main regimes:

with

J ij,D (τ ij,D (ν ij )) ≃ exp (-2/3 τ ij (ν ij )) if τ ij,D < 2; (3.16) ≃ 0.638 τ ij,D (ν ij ) -1.25 if 2 < τ ij,D (ν ij ) < 10; ≃ 0.505 τ ij,D (ν ij ) -1.15 if 10 < τ ij,D (ν ij ) < 100; ≃ 0.344 τ ij,D (ν ij ) -1.0667 if τ ij,D (ν ij ) > 100,
and

J ij,R (τ ij,D (ν ij )) = r t 1   √ π 2 2 + u 2 1   -1/2 , (3.17)
with intermediate quantities:

r = γ √ π β . (3.18)
with γ the radiative width intervening in the natural broadening, being the inverse of the radiative life time of the level,

t 1 = 3.02 × r 10 -3 -0.064 , (3.19)
and

u 1 = τ ij,D (ν ij ) r t 1 . (3.20)
This model, hereafter designated as the FGK shielding approximation is useful in order to compute the transition and dissociation rate line by line. The advantage of this approximation is that it is simple to implement in numerical models. It is relatively fast to compute because the Voigt profile is approximated and not computed precisely.

And, via the level-specific N i terms, it can consider the specific excitation of H 2 in its ro-vibrational levels contrary to other cruder approximations that implicitly assumes that all H 2 molecule are in J = 0 and 1.

The Draine and Bertoldi Shielding Function

By summing all of the transition rates, it is possible to deduce both the total number of UV-pumping events, as well as the photo-dissociation rate at each position in the line of sight, or equivalently, each value of H 2 column density N (H 2 ). By dividing it by the value for N (H 2 ) = 0, and accounting for dust extinction, we get

f shield [N (H 2 )],
representing the overall function of H 2 self-shielding in the Lyman and Werner band. This function is very useful for simplified models that do not include a wavelength-bywavelength radiative transfer. [START_REF] Draine | Structure of Stationary Photodissociation Fronts[END_REF] provide two estimates of such an H 2 self-shielding function. The first and simplest one is:

f shield [N (H 2 )] =    1 if N (H 2 ) < 10 14 cm -2 , N (H 2 ) 10 14 cm -2 -3/4
else.

(3.21)

A better approximation but more complicated formula is given by:

f shield [N (H 2 )] = 0.965 (1 + y/b 5 ) 2 + 0.035 (1 + y) 0.5 × exp -8.5 × 10 -4 (1 + y) 0.5 , (3.22) with y = N (H 2 )/5 × 10 14 cm -2 , b 5 = b/1 km s -1
, and b = 2 km s -1 being the Doppler broadening parameter.

These functions are simpler to implement than the FGK method as they do not require a level-by-level treatment, which is not necessary for estimating the photodissociation rate. These approximations also take into account H 2 line overlap. However, they do not take the specific H 2 excitation in its ro-vibrational levels into account, which is necessary to describe e.g. the preferential shielding of ortho-H 2 compared to para-H 2 in the H/H 2 transition.

Exact Computation of H 2 Photo-destruction Rate

Exact computation of line overlap effects can also be done. This is the formalism that is implemented in the Meudon PDR code (alongside the FGK method). It is described in Goicoechea and Le Bourlot (2007). In that case, the radiative transfer equation is solved at each position of the cloud on a grid of wavelengths sufficiently sampled to resolve lines. At each wavelength, the radiative transfer equation considers absorption in the continuum by dust and gas species as carbon ionization, line absorption as the H 2 Lyman and Werner transition as well as emission and scattering. With an adaptive wavelength grid, this allows to resolve lines, either gaussian or Voigt profiles, and to consider properly lines overlaps. Since this can be CPU-time consuming, this method is used in the Meudon PDR code only for lines that can overlap, so the ones corresponding to absorptions from the most populated levels. Experience showed that one has to consider in this "exact" treatment all Lyman and Werner transitions from the 20 first H 2 levels only. For transition from higher levels, a simple FGK method is sufficient.

cooling of the gas is dominated not by the recombination radiation of hydrogen, but by line emission from trace elements such as O iii, S iii and O ii. For more details on the heating and cooling processes, see Section 2.2. The balance between these thermal processes results in a gas of the order of 10 4 K.

The Interaction Between the H ii Region and the PDR

The H ii region is found closer to the star than the photo-dissociation region. Because of this geometry, the ionized region has a critical intermediate role for transmitting the energy input from the star to the neutral medium. During its lifetime, a massive star actually injects much more energy to its surroundings through radiation of ionizing photons than it does during its supernova phase (McKee and Williams, 1997). After an initially supersonic development where the gas does not have time to move (Rtype, see next Section), the H ii region undergoes a pressure-driven expansion phase, sweeping up a shell of compressed neutral gas. The energy injected by the expansion of H ii regions alone is greater than the joined energy of stellar winds and supernovae phase [START_REF] Matzner | On the Role of Massive Stars in the Support and Destruction of Giant Molecular Clouds[END_REF]. It has been proposed that this expansion can increase the star formation rate in the dense compressed shell [START_REF] Elmegreen | Sequential formation of subgroups in OB associations[END_REF][START_REF] Whitworth | Fragmentation of shocked interstellar gas layers[END_REF], although the importance of this effect for the overall star formation rate might be limited [START_REF] Dale | Ionization-induced star formation -II. External irradiation of a turbulent molecular cloud[END_REF].

Moreover, the injected momentum is sufficient to drive the turbulence of the neutral medium [START_REF] Krumholz | The Global Evolution of Giant Molecular Clouds. I. Model Formulation and Quasi-Equilibrium Behavior[END_REF][START_REF] Goldbaum | The Global Evolution of Giant Molecular Clouds. II. The Role of Accretion[END_REF]. The coupled treatment of H ii regions expansion and turbulence has been found to be of critical importance in the computation of star formation rates in numerical simulations [START_REF] Mellema | Dynamical H II Region Evolution in Turbulent Molecular Clouds[END_REF][START_REF] Dale | Ionization-induced star formation -II. External irradiation of a turbulent molecular cloud[END_REF][START_REF] Gritschneder | Driving Turbulence and Triggering Star Formation by Ionizing Radiation[END_REF][START_REF] Brucy | Large-scale Turbulent Driving Regulates Star Formation in High-redshift Gas-rich Galaxies[END_REF]. [START_REF] Gritschneder | Driving Turbulence and Triggering Star Formation by Ionizing Radiation[END_REF] specifically found that the turbulent energy is increased by the anisotropic expansion of the ionized region which expands mainly along low density regions, heating the gas and creating pillar-like pockets of dense neutral gas in which gravitational collapse can occur.

Through the mechanical interaction between the H ii region and the molecular cloud, and through photo-evaporation (see Section 4.3.2), the H ii region feedback can finally disrupt and disperse the molecular cloud [START_REF] Williams | The Galactic Distribution of OB Associations in Molecular Clouds[END_REF][START_REF] Matzner | On the Role of Massive Stars in the Support and Destruction of Giant Molecular Clouds[END_REF][START_REF] Krumholz | The Global Evolution of Giant Molecular Clouds. I. Model Formulation and Quasi-Equilibrium Behavior[END_REF][START_REF] Goldbaum | The Global Evolution of Giant Molecular Clouds. II. The Role of Accretion[END_REF].

In order to better understand the interface between the ionized and the neutral regions, and how the H ii region expands, we hereafter derive the theory of the propagation of ionization fronts. [START_REF] Strömgren | The Physical State of Interstellar Hydrogen[END_REF] finds the stationary state in the case of an IF propagating in a medium "frozen" in place by assuming that the hydrodynamical response is slow compared to the propagation of the ionization wave. However, as the ionization front slows down approaching its Strömgren radius, the pressure gradient between the neutral and the ionized gas will drive a dynamical response. This dynamical response of the gas to the ionizing flux actually has to be treated hand in hand with the ionizing process and following papers made the necessary development. The dynamical theory of IFs was first derived in a thorough study by Kahn (1954) following the suggestion of Oort

Ionization Front Theory

The conservation of momentum gives on the other hand:

ρ 1 v 2 IF + ρ 1 c 2 1 + B 2 1 8π = ρ 2 v 2 2 + ρ 2 c 2 2 + B 2 2 8π - F EUV hν c . (4.6)
The first term of both sides are the momentum of the gas, whereas the second and third terms are thermal and magnetic pressures. The last term of the right hand side is the momentum of the photons absorbed by the neutral medium at the IF.

Here c 1,2 = k B T gas 1,2 /µ 1,2 are the isothermal sound speeds in the neural and ionized regions, with T gas the gas temperature and µ the mean mass per particle. For example, with a gas where H is ionized but the helium remains neutral, µ = 0.68 m H , hence c 2 ≃ 11 × T gas 2 /10 4 K km s -1 . As the density ρ 2 of the ionized region is usually much smaller than the one of the neutral cloud, the magnetic pressure term in the ionized region can usually be neglected.

Furthermore, we use Equation (4.5) to deduce that

ρ 2 = ρ 1 × v IF /v 2 . Also, writing F EUV hν/c = ρ 1 v 1 hν/(cµ i ) allows us to see that the momentum of the absorbed photons is negligible compared to ρ 1 c 2 1 because hν/(cµ i ) ≃ 13.6 eV/(c m p ) ≃ 4.3 m s -1
, with m p the proton mass, is much smaller than the typical astrophysical cloud sound speed. In Equation (4.6), we thus retain:

ρ 1 v 2 IF + ρ 1 c 2 1 + B 2 1 8π = ρ 1 v IF v 2 v 2 2 + ρ 1 v IF v 2 c 2 2 , v 2 IF + c 2 1 + B 2 1 8π ρ 1 = v IF v 2 + v IF v 2 c 2 2 .
We introduce the Alfvén speed in the neutral gas

v 2 A,1 /2 = B 2 1 /(8π ρ 1 ), and the com- pression ratio x = v 2 /v IF = ρ 1 /ρ 2 : v 2 IF + c 2 1 + v 2 A,1 2 = v 2 IF x + c 2 2 x , (4.7)
which can be rewritten as a second order polynomial equation:

v 2 IF x 2 -v 2 IF + c 2 1 + v 2 A,1 2 x + c 2 2 = 0, (4.8)
with solutions:

x = 1 2v 2 IF   v 2 IF + c 2 1 + v 2 A,1 2 ± v 2 IF + c 2 1 + v 2 A,1 2 2 -4 v 2 IF c 2 2    . (4.9)
Those solutions require positive discriminant to be real, therefore, we need to verify the constraint:

v 2 IF + c 2 1 + v 2 A,1 2 2 -4 v 2 IF c 2 2 > 0, v 2 IF + c 2 1 + v 2 A,1 2 2 > 4 v 2 IF c 2 2 , v 2 IF + c 2 1 + v 2 A,1 2 > 2 v IF c 2 , v 2 IF -2 v IF c 2 + c 2 1 + v 2 A,1 2 > 0,
which, again, is a second order polynomial in v IF with a positive leading coefficient and a negative second term. Therefore, to verify the inequation, v IF has to be either lower than the smaller root v D , or higher than the second root v R , with a forbidden interval separating the two. The roots are:

       v D = c 2 -c 2 2 -c 2 1 - v 2 A,1 2 , v R = c 2 + c 2 2 -c 2 1 - v 2 A,1
2 .

(4.10)

Solutions with v IF ≤ v D are called D-type, while solutions with v IF ≥ v R are called R-type.
Solution with exactly one of the two critical velocities are called D-critical and R-critical. Finally, the two solutions possible at a given v IF (outside of the forbidden range) by Equation (4.9) are denoted as weak or strong. Figure 4.5 is a visual representation of the sets of x solutions as functions of the IF velocity. There are two possible curves, one on the top left being the D-type ionization front solutions, and the one on the bottom right being the R-type ionization front solutions. The solid and dashed branches of each set represent which root from Equation (4.9) is used, with the solid lines for the "+" root, and dashed lines for the "-" root. The two R-type branches are detailed in Sect. 4.2.1 and the two D-type branches are detailed in Sect. 4.2.2.

R-type Ionization Front

The R-type ionization front solutions arise when there is a high-enough ionizing photons flux to neutral gas density ratio so that v IF > v R . There are two different physical behaviours depending on the studied root from Equation (4.9). The "-" root defines a set of solutions called the weak R-type IF. In this case, and as seen as the dashed line from Figure 4.5, x < 0.5, meaning that the H ii region is at least twice denser than the neutral cloud in which the IF propagates, or equivalently, that the velocity of the ionized flow is more than twice slower than the IF propagation velocity, which means that the IF propagates subsonically relative to the ionized gas (but supersonically relative to the neutral gas). This case might arise in the presence of a pressure constraint, imposed by stellar winds for example, which pressurizes the ionized region in such a way that the IF is also a shock front and that the two fronts remain merged. As this requires precisely tuned conditions, the weak R-type IF is not of astrophysical interest.

The "+" root from Equation (4.9), a strong R-type IF, propagates quickly in the neutral medium with x > 0.5 so that the emerging ionized flow is supersonic. The density difference across the IF is small and disappears in the limit of fast IF. In this case, the IF propagates supersonically into the neutral gas and the gas mainly remains frozen in place as the IF propagates. This corresponds to a very early phase of development of an H ii region. This phase stalls at some point because of the geometrical dilution of the flux, and the accumulation of gas and dust in the growing H ii region, reducing the ionizing radiation flux arriving at the IF. The end of the R-type IF phase happens when the distance to the star approaches the Strömgren radius. The R-type IF phase can however start again if the IF encounters a steep decreasing density ramp in the neutral cloud [START_REF] Franco | The evolution of HII regions in disk-like clouds. The appearance of neutral high velocity outflows[END_REF](Franco et al., , 1990)).

Intermediate Ionization Front Velocity

The physical conditions can be such that we could have v D < v IF < v R , as could happen when a dense neutral cloud suddenly starts being externally irradiated by a nearby newborn massive star. It can also happen at the end of the R-type expansion phase of the H ii region, when the decrease of the ionizing photon flux leads to the IF velocity decreasing past v R . In those cases, and as derived above, no steady IF front is possible. A transitory regime develops, where a (usually low-velocity) shock front propagates into the neutral region, preceding the IF so that it increases the density of the neutral gas immediately before the ionization front in order to bring the physical conditions back to a steady state verifying F EUV /n 1 = v D (with n 1 the proton number density), reaching the D-critical solution.

As we just saw, the values of v IF that we can consider in steady models are thus necessarily lower than v D or higher than v R . We consider a typical PDR temperature of 1000 K, giving c 1 = 2.9 km s -1 (assuming that the neutral gas immediately before the IF is fully atomic). The Alfvén speed in the PDR is taken in a wide range of 0 to 5 km s -1 , corresponding to a transverse magnetic field of 0 to ∼ 200 µG . With c 2 = 11 km s -1 we deduce that our upper boundary for v IF in D-type fronts ranges between 0.4 to 1 km s -1 , while the lower boundary for v IF in R-type fronts ranges between 21 and 21.6 km s -1 . Due to their high velocities relative to the neutral gas, R-type fronts can only exist in very short-lived phases and are thus most likely not relevant for dense molecular gas clouds bordering large scale H ii regions.

Evolution Models of Spherical H ii Regions

As stars are born in the cold dense medium inside the clouds, the ionized region expands (first discussed by [START_REF] Savedoff | Expanding H II Region[END_REF] and is, at first, contained by the neutral medium. After the strong R-type IF and the weak D-type IF phases, during the late stage being the strong D-type IF phase, the shock weakens and the IF slows down, the pressure in the H ii region rises with the column density of material between the star and the IF. The system relaxes to an equilibrium radius with a pressure equilibrium between the hot and low-density ionized region and the cold unshocked dense external neutral medium. We talk about pressure-confined H ii regions.

The analytic theory derived above describes the advance of a planar IF in a broad set of conditions. In an idealized homogeneous medium, the development of the ionized region is spherical. The first analytic theory of this expansion was derived by [START_REF] Spitzer | Heating of H i Regions by Energetic Particles[END_REF] who made the hypothesis of pressure equilibrium on both sides of the compressed swept-up shell. However, this shell has an inertia that was taken into account by [START_REF] Hosokawa | Dynamical Expansion of Ionization and Dissociation Front around a Massive Star. II. On the Generality of Triggered Star Formation[END_REF]; [START_REF] Raga | Analytic and numerical models for the expansion of a compact H II region[END_REF]. At late times, in the strong D-type IF case, the IF slows down but still overshoots the equilibrium position as was shown by [START_REF] Raga | Analytic and numerical models for the expansion of a compact H II region[END_REF]. Damped oscillations around this equilibrium follow. A more complete analytical theory, including these late-time oscillations of the radius of the photo-ionized region was later proposed by [START_REF] Williams | The classical D-type expansion of spherical H II regions[END_REF]. Numerous numerical studies of this expansion have been performed, starting with the early study by [START_REF] Lamers | An Investigation of the Dynamics of Old H II Regions[END_REF], and it has become a standard test case for radiation hydrodynamics codes (Bisbas et al., 2015b). appearance of a density gradient within the ionized gas. Krumholz and Matzner (2009) studied the impact of the radiation pressure on the expansion of both embedded and blister H ii regions and concluded that radiation pressure could only become important for H ii regions that formed around very massive star clusters. However, their study assumed that all of the radiation momentum was given to the neutral shell directly, without considering the impact of the radiation pressure on the ionized gas. This impact on the ionized region has been exhaustively studied for static, pressure-confined H ii regions by Draine (2011a), showing that it can indeed cause the apparition of a central cavity with most of the ionized gas compressed into an ionized shell close to the ionization front, but also create a dust drift, concentrating dust in the outer shell of the region. The impact of the radiation pressure on the expansion phase of spherical, embedded H ii regions has been investigated by Kim et al. (2016), assuming the static stratification found by Draine (2011a) to remain valid during the expansion. They showed that the compression of the ionized gas in an outer ionized shell caused by radiation pressure can significantly affect the expansion of the H ii region due to the raised pressure in this ionized shell. Numerical simulations of the expansion of an embedded, spherical H ii region including radiative pressure on dust, gas-dust drift, and dust photo-destruction (for the conditions of RCW 120) were presented by [START_REF] Akimkin | Dust dynamics and evolution in H II regions -II. Effects of dynamical coupling between dust and gas[END_REF]. They found that radiation pressure has a significant impact on the dynamics of expansion of the H ii region in the conditions of their model, and that dust drift can lead to the expulsion of a significant fraction of the dust from the H ii region (see also Gustafsson 2018).

While radiation pressure in embedded, spherical H ii region has thus been studied significantly in recent years, the impact of radiation pressure on photo-evaporation flows (such as found in blister-type H ii regions) has however not been investigated in detail. Krumholz and Matzner (2009) consider the case of blister H ii region, but as they neglect the impact of radiation pressure on the ionized gas, they implicitly assume the photo-evaporation flows to be unaffected by radiation pressure, and radiation pressure and photo-evaporation to act independently on the neutral shell. Henney (2007) argues that radiation pressure is not important for typical galactic blister H ii regions based on an order of magnitude comparison of the radiative pressure-induced acceleration to the acceleration in a photo-evaporation flow. We assume in this thesis radiative pressure to be negligible for typical galactic dense PDRs found at the borders of blister H ii regions. In more extreme conditions, radiative pressure could be expected to quench photo-evaporation by containing the flow of ionized gas. This could result in a decreased velocity v IF of the propagating IF.

Stellar Winds

The winds of Wolf-Rayet and early-type stars can blow a large low-density cavity in the H ii region. For O-type stars, the velocity of the wind is estimated to be between 1500 and 3000 km s -1 [START_REF] Mokiem | The VLT-FLAMES survey of massive stars: wind properties and evolution of hot massive stars in the Large Magellanic Cloud[END_REF] with a mass loss between 10 -6.5 and 10 -6.5 M ⊙ yr -1 [START_REF] Markova | Bright OB stars in the Galaxy. I. Mass-loss and wind-momentum rates of O-type stars: A pure H alpha analysis accounting for line-blanketing[END_REF]. The bubble initial expansion drives a first shock into the surrounding medium, which compresses ionized material. The deceleration of the stellar winds creates an outer shocked wind shell in the wind bubble. The presence of such a bubble inside of the photo-ionized region was concluded to play a secondary role by [START_REF] Capriotti | Relative Effects of Ionizing Radiation and Winds from O-Type Stars on the Structure and Dynamics of H II Regions[END_REF] in dynamical evolution models, by [START_REF] Haid | The relative impact of photoionizing radiation and stellar winds on different environments[END_REF] in hydrodynamic simulations and by [START_REF] Geen | When H II regions are complicated: considering perturbations from winds, radiation pressure, and other effects[END_REF] in a bubble structured in density (with a power law). [START_REF] Rosen | Gone with the wind: Where is the missing stellar wind energy from massive star clusters[END_REF] estimated that stellar winds from massive stars usually transfer ∼ 10% of their energy into work on the outer medium, the rest being leaked in the inter-cloud medium. In this thesis, we will thus also neglect the impact of stellar winds on the compression of dense PDRs.

Instabilities at the Ionization Front

The propagation of the IF can be irregular, departing from the ideal spherical geometry because of pre-existing inhomogeneities in the parent cloud [START_REF] Dibai | Origin of Cometary Nebulae[END_REF][START_REF] Reipurth | Star formation in BOK globules and low-mass clouds[END_REF]. Density inhomogeneities causes the IF to propagate with different velocities depending on the direction of propagation, The linear analysis of thin-shell instabilities by Giuliani (1979Giuliani ( , 1980) ) were confirmed by numerical simulations by Garcia-Segura and Franco (1996). They showed the importance of cooling in the neutral gas in the appearance of dynamic instabilities that lead to a rapid shell fragmentation. With the merging of the fragments, dense and massive clumps are created with a variety of shapes. In Whalen and Norman (2008), 3D radiation hydrodynamics simulations are presented to model the propagation of ionization fronts. They also concluded that the cooling efficiency in the shocked neutral medium plays a key role in the development of instabilities. Strong cooling leads to long clumpy structures whereas weak cooling leads to turbulent flows. Some of the consequent dense neutral clumps can remain embedded inside ionized regions and exhibit strong photo-evaporation flows at their surface (Lefloch andLazareff, 1994, 1995;[START_REF] Gorti | Photoevaporation of Clumps in Photodissociation Regions[END_REF]. Williams (1999) showed that the clump casts a shadow that creates a tail of non-ionized gas behind the clump, leading to further instabilities until the clump vanishes. The photo-evaporation of those globules, depending on their numbers and sizes, can have a decisive impact on the density of the H ii region, especially in pressure-confined H ii region.

In particular, [START_REF] Bertoldi | The Photoevaporation of Interstellar Clouds. I. Radiation-driven Implosion[END_REF]; [START_REF] Bertoldi | The Photoevaporation of Interstellar Clouds. II. Equilibrium Cometary Clouds[END_REF] discussed in a thorough study the behaviour of globules undergoing photo-ionization and photo-evaporation during the entirety of their lifetime. Thanks to models, they conclude that for clouds for which the column density is small or that are too close to the star, they are quickly fully ionized (or "zapped") by the initial R-type IF. However, for a wide range of physical conditions, the ionized gas evaporates in the H ii region with a supersonic velocity which was estimated to be ∼ 11 km s -1 . They find that the IF must be close to D-critical and that therefore a shock progresses in the medium. The clump loses a fraction of its mass, and implodes because of the compression induced by the shock, which may destabilize the cloud and make it collapse to form stars.

The PDR Structure in a Dynamical Environment

In Section 1.3, we discussed about the chemical structure of typical PDRs with, at first and closest to the star, an ionized region where H + is the most abundant species, followed by the atomic region where H i dominates, and finally by the molecular region where hydrogen is in molecular form H 2 . The vast majority of the studies and models of the H/H 2 transition (Sternberg, 1988;Le Petit et al., 2006;[START_REF] Ferland | The 2013 release of cloudy[END_REF]Sternberg et al., 2014) make the hypothesis that the gas is static with respect to the fronts, thus assuming that the IF velocity is zero. They solve the steady state balance between the formation of H 2 , mostly by grains surface catalysis and its destruction, mostly by FUVs. However, the propagation of the IF is expected to modify this H 2 chemical balance. Indeed, in the frame of reference of an advancing IF, the propagation a position r assuming ionization equilibrium:

1 r 2 d dr r 2 F EUV (r) = -α B n 2 (r) -σ EUV n(r) F EUV (r), (4.11)
with F EUV the ionizing EUV photon flux (in number of photons per unit area per unit time), n the gas proton number density, α B the case B hydrogen recombination coefficient and σ EUV the EUV dust absorption cross section per H nucleus. This equation has the following solution:

r 2 F EUV (r) = e -τ EUV (r) S EUV 4π -α B r 0 dr ′ n 2 (r ′ ) r ′2 e τ EUV (r ′ ) , (4.12)
with S EUV the star emission rate of EUV photons in photon s -1 and:

τ EUV (r) = σ EUV r 0 dr ′ n(r ′ ). (4.13)
To solve the integral in Equation (4.12), [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF] assume a density profile in the H ii region n(r) = n 2 R-r+rc rc -2.5 , with n 2 the density of the ionized gas immediately before the IF, r c the radius of curvature of the cloud surface, R the distance between the star and the IF. We can derive from mass conservation Equation (4.5) that n 2 = F EUV /v 2 , with v 2 the characteristic speed of the evaporation flow. v 2 is taken as v 2 ≃ 1.6 c 2 in [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF], with c 2 the isothermal sound speed in the H ii region. The -2.5 exponent and the 1.6 coefficients were derived by fitting numerical models in [START_REF] Bertoldi | The Photoevaporation of Interstellar Clouds. I. Radiation-driven Implosion[END_REF].

Using these assumptions and taking the quantities at r = R (immediately before the IF which is assumed punctual), [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF] derive the approximate result:

1

R 2 R 0 dr ′ n 2 (r ′ ) r ′2 e τ EUV (r ′ ) ≃ n 2 2 4 (1 + τ EUV (R)/3) -1 (1/r c + 0.72/R) -1 (4.14)
From now on, we will refer to F EUV (R) and τ EUV (R) simply by F EUV and τ EUV .

We simplify the problem here by only considering the planar case, which is the geometry that we will consider throughout the thesis. By assuming a planar geometry with r c ≫ R, we can neglect the 1/r c term in the previous equation. After this simplification, injecting Equation (4.14) into Equation (4.12) at the IF (r = R) leads to:

e -τ EUV S EUV 4πR 2 -F EUV = α B n 2 × n 2 R 4 × 0.72 × (1 + τ EUV /3) (4.15) = α B n 2 τ EUV /σ EUV 4 × 0.72 × (1 + τ EUV /3) , (4.16)
as in the planar case assumed here, the density prescription simplifies to a uniform n(r) = n 2 in the ionized region (a more complete derivation in the spherical case, converging to the results presented here when r c ≫ R, is given by [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF].

Finally, we introduce the EUV absorption factor q EUV so that the EUV photon flux arriving at the IF is simply written as:

F EUV = S EUV 4πR 2 q EUV .
(4.17)

We now aim to isolate this factor:

e -τ EUV S EUV 4πR 2 - S EUV 4πR 2 q EUV = 1 1.6c 2 S EUV 4πR 2 q EUV α B τ EUV /σ EUV 4 × 0.72 × (1 + τ EUV /3) , (4.18)
where we used again the number conservation n 2 = F EUV /v 2 = F EUV /(1.6 c 2 ). We deduce that:

q EUV = e τ EUV 1 + α B τ EUV 4.608 × c 2 σ EUV (1 + τ EUV /3) . (4.19)
With α B = 2.59 × 10 -13 cm 3 s -1 at 10 4 K and c 2 = 11.4 km s -1 (isothermal sound speed in the ionized gas with T gas = 10 4 K if He remains neutral), we end up with:

q EUV = e τ EUV 1 + 5.0 × 10 -20 × τ EUV σ EUV (1 + τ EUV /3) . (4.20)
In this expression, the exponential term represents the dust-extinction and the other term represents the photons ionizing the hydrogen that recombined in the ionized region.

We then use the number conservation to derive the velocity of the ionization front:

v IF = S EUV 4πR 2 q EUV n H , (4.21)
with n H the gas density in the atomic region immediately after the IF.

We can use a similar approach for the velocity of the dissociation front. We first define an absorption factor q FUV for the H 2 -dissociating photons:

F FUV = S FUV 4πR 2 q FUV , (4.22)
with S FUV the star emission rate of dissociating FUV photons, and F FUV the flux of such photons (in number of photons per unit surface per unit time) reaching the IF. [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF] only take into account the dust absorption so that q FUV = e τ FUV . This hypothesis is justified when looking for the condition for IF-DF merging only if we assume both fronts to be infinitely sharp, as then, there is no self-shielding of H 2 if the fronts are merged. By introducing G 0 as the scaling factor multiplying the Habing (1968) interstellar radiation field FUV flux of F ISRF = 1.21 × 10 7 cm -2 s -1 (value estimated by Bertoldi and Draine 1996, see Appendix B for more details), we have

F FUV = G 0 × F ISRF .
From here, we can again write the conservation equation (4.5) but for the dissociation front. There are v DF n H /2 particles per second per unit of surface being dissociated by the FUV flux. We can therefore write that:

v DF = 2ǫ f d F FUV n H = 2ǫ f d G 0 × F ISRF n H , (4.23)
where ǫ ≃ 0.5 is the fraction of FUV photons that are effectively pumping H 2 (FUV photons that are too far from any H 2 pumping lines do not contribute to dissociation), and f d ≃ 15% the fraction of H 2 pumpings effectively leading to dissociation. The value used here is the value used in [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF] but must be evaluated depending on the shape of the spectrum arriving in the PDR [START_REF] Heays | Photodissociation and photoionisation of atoms and molecules of astrophysical interest[END_REF], it typically ranges between 10 -15%.

If the IF propagates faster than the DF then the fronts cannot separate, therefore the fronts form a merged structure. The v IF > v DF condition is equivalent to the following inequality:

S EUV 4πR 2 q EUV n H > 2ǫ f d F FUV n H = 2ǫ f d S FUV 4πR 2 q FUV n H (4.24) or 1 2ǫ f d S EUV S FUV > q EUV q FUV = e τ EUV -τ FUV 1 + 5.0 × 10 -20 × τ EUV σ EUV (1 + τ EUV /3) (4.25)
This inequation highlights that the merging of the fronts is facilitated if the illuminating star emits enough EUV photons relatively to FUV, which is often the case for massive early-type stars. This merging conditions can also be rewritten in terms of v IF , G 0 (taken at the IF) and n H (the relevant variables in PDR studies):

G 0 n H < 5.51 × 10 -2 v IF . (4.26)
Bertoldi and Draine (1996) conclude that even in the case of dissociated fronts, the DF will still be too fast for static and stationary models to correctly reproduce the chemical structure and line emission. They expect the H 2 line emission to especially be increased as well as the temperature of the molecular gas.

As noted previously, [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF] assume that the fronts are punctual, allowing to eliminate H 2 self-shielding from consideration when deriving the merging criterion. As was discussed by [START_REF] Hill | Effects of expanding compact H II regions upon molecular clouds: molecular dissociation waves, shock waves, and carbon ionization[END_REF], the DF especially may be better named as a dissociation wave as the transition from atomic to molecular gas can be relatively wide, especially for small G 0 /n H ratio (Sternberg et al., 2014). Therefore, in the case of a small G 0 /n H ratio (G 0 /n H ≤ 10 -2 cm 3 ), accounting for the width of the DF , and thus for the self-shielding of H 2 , might become important even for studying the merging criterion (as will be seen in Chapter 6). With a high ratio however (G 0 /n H ≥ 10 -2 cm 3 ), the extinction by dust is dominant, and the transition is sharp, better fitting with the punctual DF assumption.

Model of Coupled IF and DF of Störzer and Hollenbach

Following the work of [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF], Störzer and Hollenbach (1998) The advection time scale can be expressed as

t flow = N DF /n H v IF , (4.27)
with N DF the hydrogen nucleus column density up to the DF and n H the uniform and constant hydrogen nucleus density in the PDR. The H 2 dissociation time scale is (assuming that the dominant destruction process is photo-dissociation):

t diss = 1 G 0 P 0 f shield [N (H 2 )] (4.28)
with P 0 = 3.3 × 10 -11 s -1 the H 2 dissociation probability for G 0 = 1 at the edge of the cloud. f shield is the H 2 self-shielding which is function of N (H 2 ) the H 2 column density integrated from the IF. It is worth noting that in this expression of the dissociation time scale, the extinction by dust has been neglected, which, if taken into account would increase the time scale.

To proceed further, Störzer and Hollenbach (1998) use N (DF) ≃ 10 21 cm -2 , corresponding to a slab of gas where the H 2 self-shielding is assumed to dominate the absorption of FUV photons (we saw in Chapter 6 that it is only true for G 0 /n H ≤ 10 -2 cm 3 ). As the region between the IF and the DF is not fully atomic, there remain some not yet dissociated H 2 . The authors hence make the ad hoc assumption that N (H 2 ) ≃ 5 × 10 20 cm -2 in order to have a shielding value. The H 2 self-shielding function used is described in [START_REF] Draine | Structure of Stationary Photodissociation Fronts[END_REF]:

f shield [N (H 2 )] = N (H 2 ) 10 14 cm -2 -3/4 . (4.29)
The the IF and the DF are merged if the time scale for the molecule to flow across the PDR is shorter than the time scale of dissociation of the molecule. We then write the condition t flow < t diss :

N (DF)/n H v IF < 1 G 0 P 0 N (H 2 ) 10 14 cm -2 3/4 ; (4.30) G 0 n H < v IF N (DF) P 0 N (H 2 ) 10 14 cm -2 3/4 ; (4.31) G 0 n H < 0.32 v IF , (4.32) with v IF in km s -1 (or χ/n H ≤ 0.21 v IF )
. This merging criterion is very reminiscent of the one found by [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF] in Equation (4.26). Separated fronts but strong dynamical effects are expected when t flow t diss . Störzer and Hollenbach (1998) also note that if the temperature is above 500-600 K then H 2 can be efficiently destroyed by the reactions C + + H 2 → CH + + H and H 2 + O → OH + H, modifying the above analysis. The results of their numerical models show that the impact of the IF propagation is largest in the range of parameters 0.015

≤ G 0 /n H ≤ 0.32 v IF (or 0.01 ≤ χ/n H ≤ 0.21 v IF ). If G 0 /n H is too large (or v IF is
too small), the fronts are dissociated and the effect on the PDR structure is small. If however G 0 /n H < 0.015 the advection will indeed influence the structure of the PDR, but the line intensities, which are emitted mainly from deep in the cloud, will not be affected much. In the end, they find that the H 2 lines can be enhanced by a factor 2-3 if G 0 /n H and v IF are both high, and CO low-J lines by a factor 2. The computed amplification factor is therefore concluded not to be critical to explain Orion Bar intensities. Models of the Horsehead, for example, were not discussed in detail because of the H 2 emission assumed to come mainly from the core of the cloud. However, the very efficient self-shielding of the H 2 molecule, even in those conditions (Sternberg et al., 2014) ensures the presence of H 2 molecules close to the edge, where the emissivity should be stronger thanks to UV-pumping and the high temperature.

4.4.3

Cloud Models with Propagating IF Some dynamical codes have been developed to model dynamical PDRs. For example, [START_REF] Hosokawa | Dynamical Expansion of Ionization and Dissociation Front around a Massive Star. II. On the Generality of Triggered Star Formation[END_REF] or [START_REF] Kirsanova | Chemodynamical evolution of gas near an expanding HII region[END_REF] studied the compression of the PDR not by the photo-evaporation, but by the pressure-driven expansion of a confined H ii region. However, the most studied PDRs actually have blister-type ionized region open to its surroundings so that the pressure of the H ii region is expected to be lower than in the PDR. The models of [START_REF] Akimkin | Dust dynamics and evolution in expanding H II regions. I. Radiative drift of neutral and charged grains[END_REF][START_REF] Akimkin | Dust dynamics and evolution in H II regions -II. Effects of dynamical coupling between dust and gas[END_REF] focus, much like the analytical study of Draine (2011a), on the effect of radiation pressure on the dynamics and spatial distribution of dust grains in a pressure driven expansion phase of the H ii region. A 2D hydro-dynamical PDR code was developed by [START_REF] Motoyama | A Hydrochemical Hybrid Code for Astrophysical Problems. I. Code Verification and Benchmarks for a Photon-dominated Region (PDR)[END_REF], but they did not include the photo-ionization of hydrogen. The many 3D hydro-dynamical or magneto-hydro-dynamical simulations (Henney et al., 2005;[START_REF] Arthur | Radiation-magnetohydrodynamic simulations of H II regions and their associated PDRs in turbulent molecular clouds[END_REF][START_REF] Mackey | Effects of magnetic fields on photoionized pillars and globules[END_REF][START_REF] Haworth | Radiation hydrodynamics of triggered star formation: the effect of the diffuse radiation field[END_REF][START_REF] Rosdahl | RAMSES-RT: radiation hydrodynamics in the cosmological context[END_REF][START_REF] Tremblin | Age, size, and position of H ii regions in the Galaxy. Expansion of ionized gas in turbulent molecular clouds[END_REF][START_REF] Baczynski | <monospace>Fervent</monospace>: chemistry-coupled, ionizing and non-ionizing radiative feedback in hydrodynamical simulations[END_REF] focus on large scale dynamics, or on the IF, so they do include photo-ionization, but they often do not take into account the physics and chemistry taking place in the PDR or in a very limited manner. Finally, the Hydra PDR code [START_REF] Bron | Photoevaporating PDR models with the Hydra PDR Code[END_REF]) is a 1D time-dependent code that takes into account all of the key PDR physico-chemical processes such as hydro-dynamics, radiative transfer including photo-ionizing radiation, thermodynamics, heating and cooling processes and chemistry. This code, which we will use in this thesis, aims to reproduce the photoevaporation mechanism and its impact on the chemical, thermal and pressure structure of the PDR. We will describe it more thoroughly in Chapter 5.

Chapter 5

The Hydra PDR Code

The impact of photo-evaporation on clouds has been discussed as early as Oort and Spitzer (1955) and has been the subject of a few analytical and numerical models in the 90's [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF]Störzer and Hollenbach, 1998). Yet, the development of hydrodynamical PDR codes has been usually left aside compared to stationary PDR codes. One of the main reason is that stationary PDR codes were quite successful explaining the observations and so, it was not required that these code also consider the hydrodynamics. With the Herschel and ALMA observations that showed the presence of a high pressure layer at the edge of PDRs, even if stationary isobaric PDR models succeed to explain the observed tracers, a full picture of the physics of PDRs can only be achieved with hydro-dynamical PDR codes that would compute consistently the hydrodynamics of the gas to explain the origin of the high pressure layer and the physical processes at atomic scale to explain the chemical origin of the tracers and their excitation. [START_REF] Bron | Photoevaporating PDR models with the Hydra PDR Code[END_REF] developed a new hydrodynamical PDR code, the Hydra PDR code, including the minimal ionized gas physics and gas dynamics necessary to capture the photo-evaporation mechanism in models of the thermo-chemistry of PDRs. The widely spread one-dimensional geometry was chosen for its relevance and simplicity in the study of PDRs.

It is possible to take into account, within certain limits, the dynamics of the gas in stationary (but out of equilibrium) models, that are not time-dependent. It is what we do in the semi-analytical model described in Chapter 6, where the dynamics of the gas is approximated by a constant advection flow. However, this approach makes the hypothesis that, in the studied physical conditions, some mechanism maintaining this advection flow is present, such as the photo-evaporation mechanism. The Hydra code does not make such an hypothesis and if the physical conditions of the model allow it, then the apparition of the photo-evaporation flow is a natural consequence of the physics included in the model.

In this chapter, we first describe the physics (Section 5.1) and the numerical resolution methods (Section 5.2) originally implemented in the Hydra code, and give a quick summary of the results obtained with the first version of the code (Section 5.3). We then present the upgrades made during this thesis (Section 5.4).

Mass Continuity:

The mass continuity equation is usually written:

∂ρ ∂t + ∇ (ρ u) = 0, (5.2)
Here, we introduce the specific volume τ = ρ -1 which we will use instead of ρ for numerical reasons that we will detail in Section 5.2. In the 1D geometries considered, and using the mass coordinate m, the mass continuity equation becomes:

Dτ Dt - ∂ (r α u) ∂m = 0. (5.3)
Momentum Conservation: The Navier-Stokes momentum equation gives the evolution of the momentum. If we only take into account the thermal pressure P th :

∂ u ∂t + u • ∇ u = - 1 ρ ∇P th , (5.4)
which, in 1D, and in term of the mass coordinate, becomes:

D u Dt + r α ∂P th ∂m = 0, (5.5)
Energy Conservation: The conservation of the total specific energy (energy per unit mass, including kinetic plus internal) E = u 2 /2+ E, where E is the specific internal energy, is written in our 1D geometry :

DE Dt + ∂ (r α uP th ) ∂m = τ (Γ -Λ) . (5.6)
where we introduce the heating and cooling rates Γ and Λ in erg cm -3 s -1 , and where P th is the thermal pressure of the fluid.

Finally, the thermal pressure is linked to the specific energy by the ideal gas equation of state:

P th = (γ -1) ρ E = (γ -1) ρ E - u 2 2 , (5.7)
with γ the adiabatic index (5/3 for a mono-atomic gas and 7/5 for a diatomic gas).

Thermal processes

In the energy conservation, Equation (5.6), the heating and cooling rates intervene. We detail hereafter the different processes taken into account in the Hydra code.

Heating Processes: The heating of the gas in the ionized region, responsible for its high-speed evaporation in the photo-evaporation scenario, is controlled by the photo-ionization of hydrogen. This local photo-ionization heating rate is:

Γ photo-ionization = n(H) (hν -13.6 eV) σ H (ν) F (ν) dν erg cm -3 s -1 , (5.8)
where n(H) is the local atomic hydrogen density, 13.6 eV is the ionization potential of hydrogen, σ H (ν) is the equivalent cross-section of the ionization reaction, and F (ν) is the local radiation field in photon cm -2 s -1 Hz -1 .

We follow the approximation of the photoelectric heating rate given by [START_REF] Bakes | The Photoelectric Heating Mechanism for Very Small Graphitic Grains and Polycyclic Aromatic Hydrocarbons[END_REF] in their Equations ( 42) and ( 43). They give a heating rate per unit volume Γ photo-electric :

Γ photo-electric = 10 -24 G n H ǫ = 10 -24 G n H    4.87 × 10 -2 1 + 4 × 10 -3 γ 0.73 + 3.65 × 10 -2 × Tgas 10 4 K 0.7 1 + 2 × 10 -4 γ  
 erg cm -3 s -1 , (5.9)

with γ = G T gas /n e the charge parameter, G the local attenuated FUV radiation field strength in Habing (1968) units, ǫ the heating efficiency, n H the gas proton density, and T gas the gas temperature. The charge parameter accounts for the charge of the grain: in a positively charged grain, the electron undergoes energy loss because of the attractive potential, whereas in neutral grains it can leave the grain more easily. Furthermore, a photon can be absorbed at a certain depth in the grain, but if this scale length is larger than the typical reabsorption distance of the photo-electron, then the escape probability drops. It is especially the case for large grains, so the photoelectric effect is more efficient on very small grains. Despite the fact that PAHs are not abundant enough to contribute a lot to the ionization fraction (n PAH /n H ≃ 10 -7 ), they are, with small grains, the main contributors to photo-electric heating. Usually, the photo-electric heating rate is presented corrected for the cooling from grain-electron recombination. [START_REF] Bakes | The Photoelectric Heating Mechanism for Very Small Graphitic Grains and Polycyclic Aromatic Hydrocarbons[END_REF] also provide an expression for this cooling:

Λ grain-e -recomb = 3.49 × 10 -30 T 0.944 gas γ 0.735 T 0.068 gas n e n H erg cm -3 s -1 .

(5.10)

The net rate is therefore simply the cooling rate subtracted to the heating rate. Following [START_REF] Wolfire | Chemical Rates on Small Grains and PAHs: C + Recombination and H 2 Formation[END_REF] the γ parameter is corrected in the Hydra PDR code by dividing it by Φ PAH ∼ 0.5 accounting for a reduced recombination rate on PAHs.

The heating by H 2 formation on grains is estimated by assuming that it is mainly formed by the Eley-Rideal mechanism and by using [START_REF] Sizun | Investigation of ZPE and temperature effects on the Eley-Rideal recombination of hydrogen atoms on graphene using a multidimensional graphene-H-H potential[END_REF] values of kinetic (0.6 eV) and internal (2.7 eV) energies distributed upon formation. The treatment follows Equation (6.43) from [START_REF] Hollenbach | Molecule formation and infrared emission in fast interstellar shocks. I. Physical processes[END_REF] to account for the fact that part of the internal energy will be radiated away:

Γ E-R = R n H n(H) × 0.6 eV + 2.7 eV 1 + n cr, H 2 n H , (5.11)
where the H 2 critical density is estimated using the approximation [START_REF] Hollenbach | Molecule formation and infrared emission in fast interstellar shocks. I. Physical processes[END_REF]:

n cr, H 2 = 10 6 T -1/2 1.6 n(H) n H exp -( 400 K Tgas ) 2 + 1.4 n(H 2 ) n H exp -12 000 K Tgas+1 200 K .
(5.12)

The photo-dissociation of H 2 also heats the gas, with on average, 0.4 eV by photodissociation event. The heating by UV-pumping of H 2 followed by radiative decay into a bound ro-vibrationnal state (where collisional de-excitation can transmit part of the energy to the gas) is computed by using the approximate formula by [START_REF] Röllig | CII] 158 µm emission and metallicity in photon dominated regions[END_REF]:

Γ H * 2 = n(H 2 ) 5.5 × 10 22 G (2π) 0 1 + 1.9×10 -6 +2.75×10 -10 G (2π) 0 γ n H , (5.13)
with n(H 2 ) the H 2 density, n H the gas proton density and γ = 5.4×10 -13 T gas cm -3 s -1 a collisional rate coefficient.

The heating rate by cosmic rays [START_REF] Wolfire | The Neutral Atomic Phases of the Interstellar Medium[END_REF][START_REF] Tielens | The Physics and Chemistry of the Interstellar Medium[END_REF][START_REF] Glassgold | Cosmic-Ray and X-Ray Heating of Interstellar Clouds and Protoplanetary Disks[END_REF] is approximated by:

Γ CR = ζ CR E e - CR n H ≃ 3.2 × 10 -28 × ζ CR 2 × 10 -17 s -1 n H erg cm -3 s -1 .
(5.14)

where ζ CR is the cosmic-ray induced photo-ionization rate of H 2 (taken at a typical value of 3 × 10 -16 s -1 ). It dominates the gas heating in the unperturbed molecular gas shielded from FUVs.

Finally, in the case of chemical reactions that do not involve cosmic-rays or photons, we assume that the heating rate is:

Γ chemistry = R ×   i∈reactants H i - i∈products H i   ,
(5.15)

with R the reaction rate in cm -3 s -1 and H the enthalpy of the different species. If this heating rate is positive, it means that the reaction is exothermic, but if it is negative, then it is a cooling rate and the reaction is endothermic. Note that we consider that the full enthalpy of the reaction contributes to heating or cooling. That is a maximum value since, in practice, a fraction of the energy could go to internal energy. At the edge of PDRs, even with this maximum efficiency hypothesis, this heating mechanism is negligible in front of the other ones.

Cooling Processes: In the Hydra code, the line cooling processes are computed using approximate expressions instead of actually solving the excitation of the species and the radiative transfer of the emitted photons. In the ionized region, line cooling by trace species is represented by O iii line cooling. We include the four different lines: [O iii] 4 958.9 Å, 5 006.9 Å, 51.8 µm and 88.4 µm by using the cooling rates provided in Equations (7.60) and (7.61) in [START_REF] Tielens | The Physics and Chemistry of the Interstellar Medium[END_REF]:

Λ OIII = n(O 2+ ) n O 2 10 4 K T gas × 9.8 × 10 -25 + 5 × 10 -23 × exp - 29 000 K T gas erg cm -3 s -1 , (5.16)
where n O is the elemental abundance of oxygen. O is assumed to be entirely in O 2+ form when H is fully ionized, and n(O 2+ )/n O is taken to be proportional to n(H + )/n H .

Around the IF, the Lyman α and [O i] 6 300 Å ( 1 D 2 → 3 P 2 ) lines can become important cooling lines. They are respectively included using Equations (2.62) and (2.69) in [START_REF] Tielens | The Physics and Chemistry of the Interstellar Medium[END_REF]:

Λ Lyman α = 7.3 × 10 -19 n e n(H) exp - 118 400 K
T gas erg cm -3 s -1 , (5.17)

with n e the electron density, n(H) the atomic hydrogen density and T gas the gas temperature.

Λ 6300Å = 1.8 × 10 -24 n(O) n H exp - 22 800 K T gas , (5.18)
where n(O) is the atomic hydrogen density.

We also include the free-free cooling by using Equation (2.65) from [START_REF] Tielens | The Physics and Chemistry of the Interstellar Medium[END_REF]: (5.19) with n(H + ) the ionized hydrogen density.

Λ ff = 1.4 × 10 -27 T gas n e n(H + ) erg cm -3 s -1 ,
We use the [START_REF] Röllig | CII] 158 µm emission and metallicity in photon dominated regions[END_REF] approximation of the [C ii] 158 µm line cooling rate of the form:

Λ [CII] = 2.02 × 10 -24 n H 1 + 1 2 exp 92 K Tgas 1 + 1300 cm -3 n H erg cm -3 s -1 .
(5.20)

We also use the cooling rates by the [O i] 63 µm ( 3 P 1 → 3 P 2 ) and [O i] 146 µm ( 3 P 0 → 3 P 1 ) lines from [START_REF] Röllig | CII] 158 µm emission and metallicity in photon dominated regions[END_REF]:

Λ 63 µm = 1.2 × 10 -21 Z n 2 H n 2 H exp 98 K Tgas n H + 8.3×10 -6 1.35×10 -11 T 0.45 gas + 3 n H + 5 exp 228 K Tgas n H + 4.23×10 -5
4.37×10 -12 T 0.66 gas , (5.21)

Λ 146 µm = 3.36 × 10 -23 Z n 3 H n 2 H + exp 98 K Tgas n H + 8.3×10 -6 1.35×10 -11 T 0.45 gas + 3 n H + 5 exp 228 K Tgas n H + 4.23×10 -5 4.37×10 -12 T 0.66 gas , (5.22)
where Z is the metallicity.

The H 2 rotational and vibrational line cooling, which can be efficient around the DF, are computed by using respectively Equations (6.36), (6.37), (6.40) from [START_REF] Hollenbach | Molecule formation and infrared emission in fast interstellar shocks. I. Physical processes[END_REF] and Equation (11) from [START_REF] Röllig | CII] 158 µm emission and metallicity in photon dominated regions[END_REF]. The CO rotational cooling is taken from Equations (6.17), (6.21) and (6.22) and Table 3 in [START_REF] Hollenbach | Molecule formation and infrared emission in fast interstellar shocks. I. Physical processes[END_REF]. As the abundance of 13 CO is not computed in the chemistry, we assume an isotopic fraction of 13 CO/ 12 CO = 70. Finally, gas-grain heat transfer, which can act as a cooling or heating process for the gas (in which case the rate below will be negative), is included by using Equation (2.15) from [START_REF] Hollenbach | Molecule Formation and Infrared Emission in Fast Interstellar Shocks. III. Results for J Shocks in Molecular Clouds[END_REF]:

Λ gas-grain = 1.2 × 10 -31 n 2 H T gas 1 000 K 100 Å a min × 1 -0.8 exp - 75 K
T gas (T gas -T gr ) erg cm -3 s -1 , (5.23)

with a min the minimum size of the grains, and T gr the grain temperature.

We give on Figure 5.2 an example of a static (turning off the hydrodynamics) constant density Hydra PDR model with n H = 10 4 cm -3 and G (2π) 0 = 10 3 Habing units, by showing the dominant heating and cooling processes once the stationary state has been reached. We see that O iii is the most efficient coolant and photo-ionization the most important heating process in the ionized region. In the atomic region, cooling is dominated by [O i] 63 µm, while heating is dominated by the photo-electric effect. Finally, in the the molecular region, cooling by [C ii] 158 µm and by CO, and heating by cosmic rays become also important.

Chemistry

In parallel of the hydrodynamics and the thermal evolution, we follow the evolution of the abundance of a set of chemical species. Still using the mass coordinate, the last base equation of our model is the chemical mass conservation:

Dy i Dt = m i ρ (F i -D i ) , (5.24)
where y i is the mass fraction of species i, m i mass of one atom/molecule/ion of species i and F i and D i the species formation and destruction rates per unit volume (cm -3 s -1 ). Note that expressed in terms of the number densities n i = y i ρ/m i , this evolution equation becomes:

Dn i Dt = D Dt y i ρ m i = ρ m i Dy i Dt + y i m i Dρ Dt = F i -D i + y i m i Dρ Dt , (5.25)
The number densities allow to relate the gas temperature T gas (to which the chemical rates are sensitive) to the thermal pressure:

T gas = P th k B i n i , ( 5.26) 
with k B being the Boltzmann constant.

The chemical network used in the code contains the necessary chemistry to include the IF, the H/H 2 and the C + /C/CO transitions as can be seen on Figure 5.2. It includes 28 species and 189 gas-phase reactions from the usual families of reactions that we discussed in the PDR chemistry Section 2.3. This chemical network will be expanded in Section 5.4, with the resulting set of reactions being provided in the Appendix C. We rapidly describe the prescriptions of two special reactions: H 2 Formation on Grains: The formation of H 2 on grains is computed using the simple rate equation:

R H 2 = 3 × 10 -17 n H n(H) T gas 70 K s H (T ) s H (70 K) cm -3 s -1 , (5.27)
where s H (T gas ) represents the sticking efficiency of hydrogen on dust grains. The expression from [START_REF] Bourlot | Surface chemistry in the interstellar medium. I. H 2 formation by Langmuir-Hinshelwood and Eley-Rideal mechanisms[END_REF] is used for the sticking coefficient:

s H (T gas ) = 1 + T gas 464 K 3/2 -1 . 
(5.28)

Atomic Hydrogen Recombination: A temperature-dependent expression of the case B (see Section 4.1.1) of hydrogen recombination coefficient is used:

F B (H) = D B (H + ) = n(H + ) n(e -) α B ×
T gas 10 000 K -0.89

,

(5.29)

where α B = 2.59×10 -13 cm 3 s -1 . This prescription, as well as the C + and O + radiative and dielectronic recombination rates can be found in Table 7.3 in [START_REF] Tielens | The Physics and Chemistry of the Interstellar Medium[END_REF].

While reaction rates for two-and three-body reactions only depends on the gas state variables described thus far, photo-reaction rates require knowledge of the local radiative flux. We describe the radiative transfer included in the model in the next subsection.

Radiative Transfer

We take into account a radiation field illuminating the left side (observer side) of our cloud. This field is a stellar spectrum diluted spherically by the distance from the star to the left edge of the cloud. The flux entering at the left side of the cloud therefore is:

F (ν) = S(ν) 4π d 2 star photon cm -2 s -1 Hz -1 ,
(5.30)

where, as seen on Figure 5.1, d star is the distance between the star and the left border of the cloud. S(ν) is the total photon emission rate of the star.

The stellar spectrum S(ν) is computed by using a black-body spectrum at the effective star temperature T eff :

S(ν) = 4π R 2 star × πB(ν, T eff ) hν photon s -1 Hz -1 , (5.31)
where R star is the star radius and B(ν, T eff ) is the Planck black-body function from Equation (A.2). Upon entering the cloud, spherical dilution is neglected in order to simplify the radiative transfer: we make the assumption that the field is beamed.

The radiative transfer is separated in two sections: the EUV radiation field transfer is computed in a frequency-dependent way, and the transfer of the FUV radiation field is not frequency-dependent but rather integrated over the 6 -13.6 eV domain as G 0 .

The EUV field is of main interest because it controls the ionization of the gas and therefore the whole photo-evaporation mechanism, but the chemistry in the neutral gas relies on the FUV field.

Let F EUV (ν, r) be the photon flux associated with the EUV radiation field at a position r. If we neglect emission and scattering terms, the radiative transfer equation, in the general geometry case where α is not necessarily 0, is written:

1 r α d [r α F EUV (ν, r)] dr = -κ(ν, r) F EUV (ν, r), (5.32)
where κ(ν, r) is the absorption term.

In the absorption term are found two processes: dust absorption and photo-ionization of hydrogen, carbon, oxygen or helium. The absorption term at a position r is:

κ(ν, r) = σ dust (ν)n H (r) + X∈photo-reac σ X (ν)n(X, r),
(5.33)

where σ dust is the dust absorption cross-section, n H (r) the position-dependent gas proton density, and the photo-reactions included are H, C, O or He photo-ionizations. The reactants X have local densities n(X, r) and associated cross-sections σ X . We implicitly make the hypothesis that the dust-to-gas mass ratio and the dust size and composition distribution does not depend on the position. However, because of radiation pressure, the dust and gas dynamics can be decoupled (Draine, 2011a) in the H ii regions and sublimation can reduce the dust abundance in the H ii region [START_REF] Akimkin | Dust dynamics and evolution in expanding H II regions. I. Radiative drift of neutral and charged grains[END_REF][START_REF] Akimkin | Dust dynamics and evolution in H II regions -II. Effects of dynamical coupling between dust and gas[END_REF]. These effects are neglected in Hydra.

With F FUV (ν, r = 0) the FUV section of the star spectrum entering the cloud, it is possible to derive G 0 , the integral of the radiation field in the FUV band: where u Habing = 5.337×10 -14 erg cm -3 is the Habing (1968) energy density unit derived in Appendix B. To be precise, as we made the approximation of a beamed field, our

G 0 (r) =
G 0 is equivalent to the G (2π) 0 defined in Appendix B.
The G 0 parameter depends on the position r because of absorption, so the radiative transfer for G 0 (r) is thus written: (5.35) with σ dust = 1.9 × 10 -21 cm 2 the average dust extinction cross section per hydrogen nucleus in the FUV range (Sternberg et al., 2014). The G 0 parameter is especially useful to compute photo-rates (heating, reactions) and dust temperature by using approximate expressions.

1 r α d (r α G 0 (r)) dr = -n H σ dust G 0 (r),
Photo-rates: With the radiation field, we derive the photo-rates of all of the different processes taking place in the cloud, such as hydrogen photo-ionization leading to the formation of the H ii region, H 2 and CO photo-dissociations, photo-ionization of other atomic species, photo-electric heating, etc.

In the EUV domain, H, C, O and He photo-ionizations are computed using the cross-sections expression given by [START_REF] Tielens | The Physics and Chemistry of the Interstellar Medium[END_REF]:

σ(ν) = σ T b ν ν T -a + (1 -b) ν ν T -a-1 if ν > ν T , (5.36)
where ν T is the frequency associated with the ionization threshold, σ T the cross section at the ionization threshold and the a and b parameters are given in Table 5.1. The photo-ionization rates k ioniz is then:

k ioniz (r) = σ(ν) F (ν) dν s -1 .
(5.37)

In the other cases (other species or FUV domain), photo-rates k are approximated by using the following formula: (5.38) where k 0 is the rate at the surface of a cloud where G 0 = 1, G 0 is the FUV radiation field intensity at the edge of the cloud.

k(r) = k 0 G 0 e -βA V(r) ,
Because H 2 and CO are molecules that photo-dissociate by line absorption, they efficiently self-shield. Moreover, the H 2 molecule especially absorbs in the same range as CO, but because it is much more abundant and forms closer to the edge, we have to take into account H 2 shielding on CO, but we can neglect the opposite effect. We use the shielding approximation Equation (3.22) found by [START_REF] Draine | Structure of Stationary Photodissociation Fronts[END_REF]. Thus, the H 2 photo-dissociation rate is written:

P H 2 (r) = P 0,H 2 G 0 (r) f shield (N (H 2 , r)),
(5.39)

where P 0,H 2 = 3.3 × 10 -11 s -1 is the H 2 photo-dissociation probability per time unit at the surface of a cloud where G 0 = 1.

For CO, the photo-dissociation rate is:

P CO (r) = P 0,CO G 0 f shield (N (CO, r), N (H 2 , r)),
(5.40)

where P 0,CO = 1.03 × 10 -10 s -1 is the CO photo-dissociation probability per time unit at the surface of a cloud where G 0 = 1, and where the shielding function is computed by interpolating the tabulated data from [START_REF] Lee | Photodissociation of H_2_ and CO and time dependent chemistry in inhomogeneous interstellar clouds[END_REF] (their Table 11 and Equation (A2)).

Numerical Methods

Computation Stages and Operator Splitting

The radiative transfer can be considered instantaneous in PDRs, and can thus be recomputed from the state of the gas slab at any time. The state of the gas slab evolves in time according to the coupled system of differential equations for the hydrodynamics and thermo-chemical evolution of the gas (Equations 5.3, 5.5, 5.6, 5.25):

                         Dτ Dt - ∂ (r α u) ∂m = 0 D u Dt + r α ∂P th ∂m = 0 DE Dt + ∂ (r α uP th ) ∂m = τ (Γ -Λ) Dy i Dt = m i ρ (F i -D i ) (5.41)
To solve this system of evolution equations numerically, the Hydra code uses a Godunov splitting approach. We consider the general case of solving a system of the from dy dt = A(y) + B(y).

(5.42)

We assume that two numerical methods are known to be stable for computing the evolution of the simpler systems dy dt = A(y) and dy dt = B(y) respectively, and note the corresponding operators  and B, so that the numerical solutions of the two systems, ŷA (t) and ŷB (t), can be computed as

ŷA (t n+1 ) = Â(ŷ A (t n ), dt) and ŷB (t n+1 ) = B(ŷ B (t n ), dt).
Then the Godunov splitting approach consists in solving the full system by composing the two operators :

ŷ(t n+1 ) = B Â(ŷ(t n ), dt), dt .
The computation for one time step thus consists in evolving the solution for the full step according to A only, and then, starting from the result of this A-evolution, evolving the solution according to B for the full step duration as well. The Godunov splitting approach guarantees the numerical stability of the scheme (at the cost of being less accurate near stationary solutions). In comparison, the more natural "operator adding" approach (taking ŷ(t n+1 ) = Â(ŷ(t n ), dt) + B(ŷ(t n ), dt) ), which recovers the stationary solutions exactly, loses all numerical stability guarantees that the separate numerical schemes for A and B had.

The Hydra PDR code uses the Godunov splitting approach in order to use separate numerical methods for the hydrodynamics and for the effect of chemical and radiative terms. The system of Equations (5.41) can indeed be split into a hydrodynamical part :

                         Dτ Dt - ∂ (r α u) ∂m = 0 D u Dt + r α ∂P th ∂m = 0 DE Dt + ∂ (r α uP th ) ∂m = 0
Dy i Dt = 0

(5.43) (which can be solved numerically using one of the numerous hydrodynamical solvers), and a chemical and thermal part:

                         dτ dt = 0 d u dt = 0 dE dt = τ (Γ -Λ) dy i dt = m i ρ (F i -D i ) (5.44)
which is a simple system of ordinary differential equations at each position (although a stiff system).

At each time step, after computing the radiation field at each position, the state of the slab is first evolved according to the hydrodynamical system (Equations 5.43) for the full duration of the time step, and it is then evolved according to the chemical and

Thermo-Chemical Solver

The chemical and thermal part of the system (Equations 5.44) is then evolved starting from the state of the gas resulting from the hydrodynamics step.

This system of Ordinary Differential Equations (ODE) is evolved for the full duration of the time step, using and ODE solver suited for stiff systems of ODEs (as the different chemical and thermal processes involve time scales differing by orders of magnitude). We use the CVODE solver from the SUNDIALS suite [START_REF] Hindmarsh | Sundials: Suite of nonlinear and differential/algebraic equation solvers[END_REF], which uses the Backwards Differentiation Formulas. The solver internally computes the evolution over the full time step by dividing it into sub-steps that are adaptively chosen. Conservation of elemental abundances is checked and corrected for at the end of the full step if necessary.

Time Step

Stability of the hydrodynamical solver requires that the time step verifies the well known CFL condition [START_REF] Courant | Über die partiellen Differenzengleichungen der mathematischen Physik[END_REF] to prevent the appearance of numerical instabilities: indeed, the perturbation should not propagate over more distance than the smallest cell during dt. The CFL conditions is:

dt < min i ∆r i c S,i = dt CFL , (5.45)
where ∆r i is the width of the i-th cell and c S,i is the sound speed at the cell position.

Furthermore, due to the use of a Lagrangian formulation, care must be taken that, if there is a strong gradient in the velocity of the gas, one border of a given cell cannot pass through its other border. This leads to defining an "anti-collapse" step size:

dt anti-collapse = min i ∆r i max(u i , u i-1 ) -min(u i , u i+1 ) , (5.46)
with u i the gas velocity at the position of the i-th cell.

Due to the coupling between hydrodynamics, thermo-chemical evolution, and radiative transfer, care must also be taken that the quantities that can influence the hydrodynamics and the radiative transfer (especially the temperature and the mass fractions of H, H 2 and the other most important cooling species) do not vary too much during one chemical and thermal full step for the computation to remain accurate. A characteristic evolution time scale for each of these quantity (of the form Q/ dQ dt for a quantity Q) is thus estimated, and the minimum of those time scales defines a thermo-chemical time step dt thermo-chemical .

Finally, the time step dt used is the minimum of these three independent time steps: dt = min (C hydro dt hydro , C hydro dt anti-collapse , C chem dt chemistry ) .

(5.47)

where C hydro and C chem are time step adjustment parameters that are chosen smaller than 1 (typically 0.4-0.9).

Solving the Radiative Transfer

The EUV transfer, which is computed in a frequency-dependent way, is solved on a frequency grid built logarithmically, with the ionization threshold values of the species added to the grid.

As scattering is neglected, radiative transfer is solved from left to right (left being the side illuminate by the star), and the radiative transfer equation can be discretized as a relation from a point i of the spatial grid to the following point i + 1:

F (ν, r i+1 ) = F (ν, r i ) e -dτ (ν) = F (ν, r i ) × exp [-κ(ν, r i ) × (r i+1 -r i )].
(5.48)

Dust extinction is neglected in the EUV transfer (this was modified during this thesis, see Section 5.4). The absorption term κ thus only contains the absorption resulting from photo-ionization reactions.

On the other hand, the FUV field is computed in a frequency-integrated way, limited to the G 0 (r) parameter, using a similar scheme, accounting this time only for dust absorption with an approximate cross-section σ dust = 1.9 × 10 -21 cm 2 :

G 0 (r i+1 ) = G 0 (r i ) e -dτ dust = G 0 (r i ) × exp [-σ dust n H (r i ) × (r i+1 -r i )].
(5.49)

Photo-evaporation Models

This first version of the Hydra PDR code, that we just described, allows to model photo-evaporating PDRs. In this section, we give a short summary of the results found by [START_REF] Bron | Photoevaporating PDR models with the Hydra PDR Code[END_REF] with this code.

We can see on Figures 5.4 two examples of the evolution of cloud models computed with the Hydra PDR code. In first case (O-star, left panel) photo-evaporation erodes the cloud and the ionized gas is accelerated away towards the star. The IF and DF are propagating inside the neutral gas, preceded by a shock front that creates a high pressure layer between the fronts. We see that the compressed layer tends to an isobaric structure between the IF and the shock front, with lower pressure in the H ii region and cold core. In the conditions presented on the left panel of Figure 5.4 and approximately corresponding to the Orion Bar, the thermal pressure is found in the neutral compressed region to be around 10 8 K cm -3 , whereas in the H ii region it is found to be ∼ 4 × 10 7 K cm -3 . It resembles what was found in observations of the Orion Bar by Goicoechea et al. (2016): 6 × 10 7 K cm -3 in the ionized region and 2 × 10 8 K cm -3 in the neutral region. In the second case (B-star, right panel), the lower EUV/FUV flux ratio results in photo-evaporation at the IF being unable to contain the expansion of the heated neutral PDR gas. As a result, the IF is advected away towards the star, while a photo-evaporation-like flow of heated neutral gas streams from the neutral cloud maintaining a compressed layer, preceded by a shock wave.

By computing the average thermal pressures found in the compressed regions of a few models the authors replicated the strong correlation between P th and G 0 found in PDRs by [START_REF] Chevance | A milestone toward understanding PDR properties in the extreme environment of LMC-30 Doradus[END_REF]; Joblin et al. (2018); Wu et al. (2018) (cf. Section 1.3.1), as shown on Figure 5.5. The proportionality between them is highlighted by the two dotted lines: one for the O-type stars giving P th /G 0 = 8 × 10 4 K cm -3 , and one for the B-type stars with P th /G 0 = 5 × 10 3 K cm -3 .

Upgrades Made to the Code

During my thesis, I implemented several additions to the Hydra PDR Code, which are described hereafter. A full Chapter (Chapter 9) is devoted to the most important addition: the calculation of H 2 excitation. This section describes a collection of smaller additions.

Spatial Grid Refinement

We begin with the implementation of an adaptive spatial grid refinement that was needed to study the reduced width of the atomic region in presence of photo-evaporation, where an increased resolution is needed near the H/H 2 transition that is made sharper by the advection (see Chapter 6). Emeric Bron implemented the refinement procedure, while I tested and helped debug and improve the code, and optimized the choice of the tuning parameters.

In the case of a planar geometry, where α = 0, each cell i of the spatial grid has a surface mass of:

dm i = ρ i × ∆r i kg m -2 , (5.50)
where ρ is the mass density and ∆r the separation between the two borders of the cell.

Because the initial state of the system has uniform density and is sampled uniformly to create the spatial grid, all of the cells have the same initial mass. Furthermore, as we chose to solve the hydrodynamics by using Lagrangian coordinates, the cells mass are constant in time in the absence of grid refinement, whatever the stretching or compressing they undergo, because the mass density is inversely proportional to ∆r.

The principle of the grid refinement procedure is that, at each time step, if the gradient of a few selected variables is too steep between two consecutive cells, we split the cell in two to better sample the variation of the quantity. On the other hand, if, for two consecutive cells, all the selected variables do not vary enough, then the cells are merged.

When a cell is split in two the values of the variables in the newly created cells is computed using the PPM interpolations and re-mapping procedure described in [START_REF] Colella | The Piecewise Parabolic Method (PPM) for Gas-Dynamical Simulations[END_REF]. When two cells i and i + 1 are merged, we just use:

ρ new = dm i + dm i+1 ∆r i + ∆r i+1 and f new = f i dm i + f i+1 dm i+1 dm i + dm i+1 , (5.51)
where f represents the state variables such as the gas velocity u, the specific energy E or the species mass fractions y.

Refinement and Merging Criteria:

The decision of whether to split, or merge cells is made based on the gradient of a few quantities:

• The H 2 self-shielding function;

• The CO shielding function ;

• The photo-ionization rates.

Indeed, because of the non-linear behaviour of the shielding functions, the H/H 2 transition can be very sharp, as was discussed by Sternberg et al. (2014), and requires a higher spatial resolution for an accurate result. The same reason justifies including the CO shielding function. The photo-ionization rates on the other hand, more specifically of hydrogen, are controlling the heating of the gas in the region close to the H + /H transition, which contributes to fuelling the photo-evaporation mechanism.

Let f be one of these quantities. We define ∆f i the logarithmic difference of this quantity between two consecutive cells i and i + 1 so that:

∆f i = log 10 f i+1 f i (5.52)
The cell i will be refined if this gradient ∆f i is higher than a set threshold. If the gradient is lower than a second threshold, the cell is merged with its neighbour.

By trial and error, we found threshold parameters that yield acceptable refinement without over-refining (as the CFL time step is inversely proportional to the size of the smallest cell, the computation time increases with the refinement). The chosen threshold values are:

• H 2 self-shielding : refinement: 0.8, merging: 0.01 ;

• CO shielding : refinement: 0.8, merging: 0.01 ;

• Photo-ionization rates: refinement: 0.8, merging: 0.01.

By splitting the cells, the size (in number of cells) of the grid increases. We limit the refinement by limiting the maximum number of cells to 10 times the initial number of cells. We present on Figure 5.6 an example of the effect of the refinement routine on a typical PDR model without hydrodynamics. Upon reaching the final time of the simulation, we observe that even though the model without refinement basically has the same structure and reaches the same temperature peak, there is a notable difference on the position of the IF.

Extension of the Radiative Transfer

As described above, the Hydra code initially computed the wavelength-dependent radiative transfer only for the EUV range, while the FUV range was only followed in a wavelength-integrated fashion through the G 0 parameter. The addition of the emission of H 2 lines, as will be described in Chapter 9, which necessitates accounting for pumping in the UV lines of H 2 , required to extend the wavelength-dependent treatment of radiative transfer from the EUV to (at least) the FUV. I thus extended the transfer to the full spectral range (infra-red to EUV; 1.24 × 10 -2 eV to 136 eV). The frequency grid is a logarithmic grid, but is built in three parts (IR to NUV, FUV, and EUV) in order to allow different spectral resolutions in the three domains.

In addition, I added dust absorption to the wavelength-dependent radiative transfer calculation. The extinction curve over the full wavelength range was computed using the DustEM code for the dust population model of [START_REF] Compiègne | The global dust SED: tracing the nature and evolution of dust with DustEM[END_REF]. For a more accurate description of the extinction in the FUV range, I also added the inclusion of a tabulated cross-section for carbon photo-ionization from [START_REF] Heays | Photodissociation and photoionisation of atoms and molecules of astrophysical interest[END_REF] and the website: http://home.strw.leidenuniv.nl/~ewine/photo/.

Finally, in the case of very weakly illuminated PDRs (G 0 10), the ISRF may have a role to play. We thus added its spectrum to the impinging stellar radiation field by using the same approximate spectrum made in the Meudon PDR code and showed on Figure 2.4.

Chemical Network

During this thesis, the chemical network included in the code was extended. First, the network of chemical reactions leading to the formation of CO was completed by extracting the most important reactions found with the Meudon PDR code. This required the addition of the CH 2 , CH + 2 , CH + 3 and HOC + species. As a result, the network, includes the following 32 chemical species: e [START_REF] Cernicharo | The Polymerization of Acetylene, Hydrogen Cyanide, and Carbon Chains in the Neutral Layers of Carbon-rich Proto-planetary Nebulae[END_REF] where he presents non-stationary chemical models of proto-planetary nebulae. The author finds that there exist a transient chemical regime where the radiation field produces a rich chemistry with abundant large hydro-carbon molecules. In the case of a photo-evaporating PDR, as the chemistry is maintained out of equilibrium, we expect that such a transient regime could be sustained close to the H/H 2 transition. As this thesis' work finally focused on H 2 and its emission, the exploration of this chemical effect is left for a future work.

We focused mainly on the H 2 molecule and found that in some conditions, the ionization front and the H/H 2 transition can be merged (see Chapter 6). In that case, H 2 is exposed to EUV photons, which energy can induce photo-ionization or direct dissociation. We hence included photo-ionization, as the ionization potential of H 2 is of 15.3 eV, as well as the direct photo-dissociation of the molecule, requiring an energy of 14.7 eV, which are both above the Lyman limit. The equivalent cross-sections for these reactions were taken from [START_REF] Heays | Photodissociation and photoionisation of atoms and molecules of astrophysical interest[END_REF].

In addition, and because we included the solving of the excitation of H 2 , as will be detailed in Chapter 9, we are able to implement hot chemistry. The most important hot chemistry reaction (and only one implemented yet in Hydra) is C + + H * 2 → CH + + H, with H * 2 the ro-vibrationally excited molecule and for which the H 2 internal energy allows to overcome the 4300 K barrier. The rate of the reaction thus depends on the levels populations. We use the level-dependant rates provided by Zanchet et al. (2013b,a) and Herráez-Aguilar et al. ( 2014) in a similar fashion as done in the Meudon PDR code. The H 2 levels population balance also takes the level-dependant destruction rate of H 2 into account.

Chapter 6

Dynamical Effects on the H/H 2 Transition

We described in Section 1.3.1 that high thermal pressures were found in PDRs, where those pressures were strongly correlated to the intensity of the UV radiation field. Photo-evaporation models performed with the Hydra PDR code were successful into reproducing both the high pressures and the correlation.

We also saw that with the evaporated gas escaping the H ii region in a blister H ii scenario, the ionization front keeps advancing into the neutral gas. The structure of the PDR when the IF propagates has been studied by [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF] and Störzer and Hollenbach (1998). By deriving, in a static environment, the total column density of atomic hydrogen and the shape of the H/H 2 transition, Sternberg et al. (2014) set new standards on the study of this transition that we intend to meet by including the dynamical effects on the H/H 2 transition. To do so, we propose a semianalytical model of the chemistry of H 2 that allows us to isolate the effects of advection on the H/H 2 transition, which would be harder to highlight in full hydrodynamical PDR models.

The resulting article in Astronomy & Astrophysics, [START_REF] Maillard | Dynamical effects of the radiative stellar feedback on the H I-to-H 2 transition[END_REF], is presented in this Chapter accompanied by an appendix providing additional details about the numerical method that we used. As an introduction to the article, we also first re-derive some of the results found by Sternberg et al. (2014) in the geometry and notations of our article.

Total Column Density of Atomic Hydrogen by Sternberg

We rederive the solution found in Sternberg et al. (2014) in the one-dimensional (1D) planar slab approximation. The IF is assumed punctual so that hydrogen can be atomic or molecular, but not ionized. The H 2 molecules form on grains with the rate found by Jura (1974), that is assumed to be linearly proportional to the metallicity:

R = 3 × 10 -17 Z ′ cm 3 s -1 , (6.1)
where Z ′ is the metallicity defined as the ratio between heavy elements abundances in the cloud and in the solar photosphere. Let N be the hydrogen nuclei column density so that N = N 1 + 2N 2 with N 1 the column density of atomic hydrogen and 99 N 2 the column density of H 2 . We similarly define n 1 and n 2 the number densities of H and H 2 respectively. For computing the photo-dissociation rate of H 2 , the dissociating FUV radiation are assumed to be only absorbed by grains and by H 2 , so that the H 2 photo-dissociation rate at a column density N is:

P H 2 (N ) = P 0 G 0 f shield (N 2
) e -σgN , (6.2) with P 0 = 3.3 × 10 -11 s -1 , (6.3) and σ g = 1.9 × 10 -21 Z ′ cm 2 , (6.4)

where G 0 is the intensity of the radiation field as defined in Appendix B. f shield is the H 2 self-shielding function. The photo-dissociation rate at the cloud surface P 0 G 0 used here corresponds to the D 0 I UV rate in Sternberg et al. (2014). Moreover, σ g is the dust effective Lyman-Werner (LW) photon absorption cross section per hydrogen nucleus, with a linear dependence of σ g to metallicity following the prescriptions of [START_REF] Draine | Infrared Emission from Interstellar Dust. IV. The Silicate-Graphite-PAH Model in the Post-Spitzer Era[END_REF] and Wiseman et al. (2017). This value can be compared to the extinction curves of [START_REF] Fitzpatrick | An Analysis of the Shapes of Ultraviolet Extinction Curves. III. an Atlas of Ultraviolet Extinction Curves[END_REF] and [START_REF] Compiègne | The global dust SED: tracing the nature and evolution of dust with DustEM[END_REF] in Figure 2.3. Finally, the H 2 self-shielding function is taken from [START_REF] Draine | Structure of Stationary Photodissociation Fronts[END_REF]:

f shield (N 2 ) = 0.965 (1 + y/b 5 ) 2 + 0.035
(1 + y) 0.5 × exp -8.5 × 10 -4 (1 + y) 0.5 , (6.5) with y = N 2 /5 × 10 14 cm -2 , b 5 = b/1 km s -1 , and b = 2 km s -1 being the Doppler broadening parameter.

The equilibrium equation of the density of H 2 is then:

0 = R n H n 1 -G 0 P 0 e -σgN f shield (N 2 ) n 2 (6.6)
Let us introduce τ g = σ g N the dust optical depth in the cloud and τ 1,2 = σ g N 1,2 the optical depths due to the dust associated with the atomic H and the H 2 gas, respectively. The dimensionless quantity P 0 G 0 /R n H gives the ratio of the H 2 formation time scale to the H 2 dissociation time scale at the edge of the cloud.

To solve the equilibrium equation of H 2 , let us write that n 1 /n 2 = dN 1 /dN 2 and

τ g = σ g (N 1 + 2N 2 ): R n H n 1 = P 0 G 0 f shield (N 2 ) e -τg n 2 , (6.7) R n H e σgN 1 dN 1 = P 0 G 0 f shield (N 2 ) e -2σg N 2 dN 2 . (6.8)
We see the emergence of σ g N 1 and σ g N 2 which are the optical depths by the dust associated with atomic and molecular gas. We then integrate the equation

R n H N 1 0 e σgN ′ 1 dN ′ 1 = P 0 G 0 N 2 0 f shield (N ′ 2 ) e -2σg N ′ 2 dN ′ 2 , (6.9) R n H (e σgN 1 -1) = P 0 G 0 G(N 2 ), (6.10) with G(N 2 ) = σ g N 2 0 f shield (N ′ 2 ) e -2σg N ′ 2 dN ′ 2 . (6.11)
That leads to the following formula for N 1 :

N 1 (N 2 ) = 1 σ g ln 1 + P 0 G 0 G(N 2 )
R n H , (6.12)

Introduction

In the atomic envelop surrounding a molecular cloud (Wannier et al. 1983;Andersson et al. 1991), the transition where molecular hydrogen turns into atomic hydrogen is called the atomic-tomolecular hydrogen (H/H 2 ) transition, or the photodissociation front. Knowledge about the location of the H/H 2 transition gives us information on the total fraction of molecular gas in a cloud. It is indeed in the cold and dense molecular medium that stars are formed through gravitational collapse of the gas. The H 2 mass fraction is linked to star-formation thresholds by the Schmidt-Kennicutt relations (Schmidt 1959;Kennicutt 1998, see also Tacconi et al. 2020 for a review on molecular gas mass in galaxies and its link to star formation rates and the evolution of galaxies). Secondly, the intensity of the lines of the molecular tracers depends on the depth of the H/H 2 transition due to the specific chemistry occurring in the warm H 2 gas.

Estimating the total H I column density at the surface of neutral interstellar clouds is a key problem for tackling several important astrophysical tasks: to deduce the H 2 mass fraction intervening in the Schmidt-Kennicutt law of star-formation (Villanueva et al. 2017), to deduce the CO-to-H 2 conversion factor (Schruba et al. 2017;Dessauges-Zavadsky et al. 2017;Pineda et al. 2017), or even to study the dynamics of a cloud (Valdivia et al. 2016;Beuther et al. 2020). Some direct estimates of the total H I column density were also performed through 21 cm observations (Kim et al. 1998(Kim et al. , 2003;;Stanimirović et al. 1999Stanimirović et al. , 2014;;Staveley-Smith et al. 2003;Stil et al. 2006;Peek et al. 2011;Bihr et al. 2015;Beuther et al. 2016).

A first analytical model of the H/H 2 transition was presented by Sternberg (1988) who derived an analytic formula for the total H I column density for a cloud with planar geometry illuminated by a beamed radiation field. He provided results as a function of the far-ultraviolet (FUV) radiation intensity, the cloud gas density, and the metallicity. In two papers, Krumholz et al. (2008Krumholz et al. ( , 2009) ) presented new models for the H/H 2 transition taking into account the metallicity dependence of the molecular mass fraction in galaxy disks and multidimensional geometry of finite-sized clouds embedded in ambient isotropic fields. More recently, Sternberg et al. (2014) and [START_REF] Bialy | Analytic H I-to-H 2 Photodissociation Transition Profiles[END_REF] updated the analytic theory for one-dimensional (1D) planar slabs and spheres for beamed and isotropic radiation fields, aiming to apply them to global galaxy evolution studies. Their results were compared and validated by Meudon PDR Code (Le Petit et al. 2006) computations. These models are widely used to predict the column density of the atomic surface layer (Wong et al. 2009;Bolatto et al. 2011;Lee et al. 2012Lee et al. , 2015;;Roman-Duval et al. 2014;[START_REF] Bialy | HI-to-H2 Transitions in the Perseus Molecular Cloud[END_REF]Bialy et al. , 2017a;;Schruba et al. 2018;Noterdaeme et al. 2019;Klimenko et al. 2020). They have been extended to other problems such as the determination of the C + /H 2 ratio (Nordon & Sternberg 2016) or the HD/H 2 ratio in the diffuse interstellar gas (Balashev & Kosenko 2020). Also, A65, page 1 of 18
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A&A 656, A65 (2021) Bialy et al. (2017b) explored the effects of turbulence on the H/H 2 transition using analytic and numerical methods with an application to the Perseus molecular cloud. Recently, Sternberg et al. (2021) extended the theory to the H/H 2 transition in the dust-free primordial interstellar gas.

In the analytic theories presented above, the medium was assumed to be in a static and stationary state. However, clues about dynamical effects were recently found. Herschel observations of excited lines in strongly UV-illuminated galactic photodissociation regions (PDRs) (Joblin et al. 2018;Wu et al. 2018) revealed a thin compressed surface layer (10 -3 pc) with a thermal pressure well above its environment at the edge of the PDR (P th ∼ 10 8 K cm -3 ). The gas thermal pressure was found to be strongly correlated to the UV field intensity. Moreover, Atacama Large Millimeter Array (ALMA) observations (Goicoechea et al. 2016(Goicoechea et al. , 2017) ) revealed the spatial structure of the Orion Bar PDR with an excellent resolution, showing that hot molecular tracers were emitting from a thin layer at high values of pressure and temperature. It was proposed that photoevaporation at the ionization front could explain the high pressures found in the neutral PDR and their correlation between the thermal pressure and the UV field intensity. Numerical models of photoevaporating PDRs with the time-dependent and dynamical Hydra PDR Code [START_REF] Bron | Photoevaporating PDR models with the Hydra PDR Code[END_REF]) reproduced the pressure structure and the correlation of the pressure with the UV radiation field.

When a star illuminates a neutral cloud, its surface is heated by the radiation field. If the pressure in the H II region is not sufficient to contain the heated gas (e.g., dense globules embedded in the H II region, [START_REF] Bertoldi | The Photoevaporation of Interstellar Clouds. I. Radiation-driven Implosion[END_REF][START_REF] Bertoldi | The Photoevaporation of Interstellar Clouds. I. Radiation-driven Implosion[END_REF]Draine 1996, blister H II regions where the ionized gas is free to escape to the surrounding diffuse medium, Israel 1978 and Tenorio-Tagle 1979), a photoevaporation flow of ionized gas streams from the neutral cloud into the H II region. The theory of ionization fronts was first derived by Kahn (1954) following the suggestion of Oort & Spitzer (1955), and is presented in textbooks (e.g., [START_REF] Spitzer | Physical processes in the interstellar medium[END_REF], Chapter 12.1, Draine 2011b, Chapter 37). This theory shows that steady ionization fronts cannot exist for a specific range of ionizing photon flux to neutral gas density ratios, F EUV /n H , which thus separates two types of allowed solutions, called R-type and D-type. A R-type ionization front propagates supersonically relative to the neutral gas, and can occur either during the initial phase of development of an H II region or in a later phase when encountering a steep decreasing density ramp [START_REF] Franco | The evolution of HII regions in disk-like clouds. The appearance of neutral high velocity outflows[END_REF](Franco et al. , 1990)). A D-type front propagates subsonically relative to the neutral gas, the gas is accelerated when passing through the ionization front and a pressure jump is maintained between the ionized and the neutral gas. When conditions fall in the forbidden range between R-type and D-type, a (usually low-velocity) shock propagates ahead of the ionization front in the neutral gas, raising the neutral gas density to reach D-type conditions. After an initial phase, this shock front overtakes the H/H 2 transition. Nearly critical D-type fronts are thought to be omnipresent in evolved, blister-type (Israel 1978, or "champagne flow", Tenorio-Tagle 1979) H II regions found in many star forming regions and where archetypal dense PDRs are found (e.g., the Orion Bar in the Orion Nebula, O'dell 2001). Advection of the neutral gas from the neutral PDR region through these D-type fronts can thus maintain the H/H 2 chemistry out of equilibrium.

This photoevaporation mechanism, proposed to explain the dynamics of bright PDRs illuminated by young stars at the edges of molecular clouds bordering blister H II regions, has been studied in the past to describe the outer layer of small neutral molecular globules embedded in compact H II regions by Bertoldi & Draine (1996) and Störzer & Hollenbach (1998). The upcoming James Webb Space Telescope (JWST) will give us access to high angular resolution observations of many H 2 rotational and rovibrational lines that will help probe the high pressure layer of PDRs and constrain the photoevaporation mechanism. Bertoldi & Draine (1996) studied the PDR structure at the surface of a clump embedded in a H II region by taking into account the expansion of newly ionized gas in the H II region separating the cloud from one or more O stars. Thanks to the curvature of the modeled clump, the gas can expand freely, so that the ionizing radiation erodes the gas. This translates into a propagating ionization front, which is the transition between ionized hydrogen H + and atomic hydrogen. They linked the Extreme-UV (EUV, >13.6 eV) and Far-UV (FUV, ∈ [6 -13.6] eV) radiation flux arriving at the respective fronts (ionization and photodissociation) with their velocities. When the ionization front is slower than the dissociation front, an atomic region is developed, yet the velocity of the dissociation front is too high for stationary models of PDRs to still be applicable. In the other case, where the dissociation front is slower than the ionization front, the fronts are not separated and the atomic region does not exist. For a wide range of parameters, the atomic region is controlled by nonequilibrium effects, leading either to its nonexistence or to a smaller value of total H I column density than predicted with stationary models.

A following paper, Störzer & Hollenbach (1998) presented a model of the thermal and chemical structure of the PDR including a propagating ionization front. They solved the full time-dependent structure with a constant ionization front velocity and a uniform density that does not vary with time. They obtained similar conclusion to those of Bertoldi & Draine (1996) about the merging of the fronts, and found that the H 2 rotational and vibrational line emission can be enhanced by a factor of 3.

As of today, with Herschel, ALMA or upcoming JWST observations, dynamical effects can be highlighted in PDRs, leading to a need for an extension of Sternberg et al. (2014) to include the effects of photoevaporation. In this paper we extend the H/H 2 transition model to take into account the dynamics induced by the photoevaporation mechanism in a new semianalytical theory. As in Störzer & Hollenbach (1998), we model the propagation of the ionization front with a constant velocity, but find the structure of the PDR by solving the stationary equation of the chemistry including advection. This equation depends only on the physical conditions that are the velocity of the ionization front, the FUV field intensity, the gas density, and metallicity.

Our goal is to compute the impact of the dynamical effects on the position and width of the H/H 2 transition, and its consequences on total atomic hydrogen column density. In Sect. 2, we discuss our semi-analytical approach to solve the equation driving the H 2 abundance. In Sect. 3, we present the results of the dynamical models, first for a standard metallicity and then as a function of the metallicity, and propose a new formula for the total atomic hydrogen column density. In Sect. 4, we discuss our semi-analytical results and compare them to observations and to Hydra PDR Code models.

Analytic overview

In this section, we present an analytic model including the most important processes controlling the H/H 2 transition in interstellar clouds exposed to FUV radiation fields and considering the propagation of the ionization front.
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Model geometry

We consider a 1D plane-parallel semi-infinite slab of neutral gas irradiated by stellar UV photons. The ionization front, from where we start our model, is assumed punctual similarly to other analytical models: Sternberg et al. (2014); Krumholz et al. (2008Krumholz et al. ( , 2009) ) or to usual PDR codes: Meudon PDR Code, Le Petit et al. (2006), so that the EUV component, responsible for the ionization of hydrogen up to the ionization front, is assumed to be fully extinguished, and the radiation field penetrating the slab is limited to FUV photons, which will create a photodissociation front of H 2 .

The photoevaporation dynamics of the ionized gas allows the ionization front to advance into the neutral gas with a velocity v IF . In the reference frame of the ionization front, this is equivalent to an advection of the neutral gas through the PDR and the ionization front with an equal velocity in the opposite direction (toward the ionization front). To account for the impact of this dynamic, we include a uniform advection velocity toward the ionization front, in a similar fashion to the study of Störzer & Hollenbach (1998). We assume that the shock front preceding the ionization front has already separated enough from the ionization front so that the H/H 2 transition is included in the shocked layer. For the purpose of our model describing the H/H 2 transition, we can thus assume a constant advection velocity in the neutral region. This velocity is taken as a free parameter, and the possible values and mechanisms controlling this velocity are discussed in Sect. 4.

We also assume the neutral region to have a uniform density n H , irradiated by a unidirectional flux of dissociating photons from the 912-1108 Å Lyman-Werner (LW) band. In this study, we assume stationary state, since the timescale to reach a stationary PDR structure t eq ≈ 500 yr 10 6 cm -3 /n H (Hollenbach & Natta 1995) is short compared to a cloud lifetime. This timescale is derived from a static view, but gets shorter when the propagation of the ionization front is taken into account as seen in Sect. 2.2. We can therefore use the stationary state hypothesis.

Physical model

To consider the impact of photoevaporation on the H/H 2 transition, it is thus necessary to expand on previous studies that considered the H/H 2 transition in a static slab of gas. The propagation of the ionization front takes the form of an advection velocity of the neutral gas. We do not solve the dynamics of the gas through the ionization front, but only account for the impact of this dynamics by assuming a steady flow with a constant advection velocity. We can then solve for the stationary but out-of-equilibrium state of the H/H 2 chemistry in the presence of this steady flow.

Aside from advection, the processes taken into account for the formation and destruction of H 2 are its formation on dust and photodissociation by FUV photons. Similarly to Sternberg et al. (2014), we neglect here the impact of cosmic rays, which would maintain a very small fraction of atomic hydrogen deep inside the cloud. In the following, we use most of Sternberg et al. (2014) notation conventions.

We take the rate of the H 2 formation on dust per hydrogen nucleon as the average value for diffuse gas of Jura (1974), that we assume to be linearly proportional to the metallicity:

R = 3 × 10 -17 Z ′ cm 3 s -1 , (1) 
where Z ′ is the metallicity defined as the ratio between heavy elements abundances in the cloud and in the solar photosphere.

Let N be the hydrogen nuclei column density so that N = N 1 + 2N 2 with N 1 the column density of atomic hydrogen and N 2 the column density of H 2 . We also introduce n 1 and n 2 the number densities of H and H 2 respectively. For the photodissociation of H 2 , we assume that the dissociating FUV radiation is only absorbed by grains and H 2 (we neglect absorption by gas phase species such as atomic hydrogen, carbon or CO, refer to Appendix B for more details) so that the H 2 photodissociation rate at a column density N is:

P H 2 (N) = P 0 G 0 f shield (N 2 ) e -σ g N , (2) 
with

P 0 = 3.3 × 10 -11 s -1 , (3) 
and

σ g = 1.9 × 10 -21 Z ′ cm 2 , ( 4 
)
where G 0 is the energy density of the radiation field integrated between 6 and 13.6 eV and expressed in units of the corresponding integral for the ISRF of Habing (1968) 1 , u Habing = 2.65 × 10 -14 erg cm -3 (Draine 2011b). We use here the G 0 at the cloud surface (i.e. seeing the incoming radiation field from 2π sr). f shield is the H 2 self-shielding function. The parameter P 0 is only an approximate value of the H 2 dissociation rate at the cloud surface for G 0 = 1 as the true value depends on H 2 ro-vibrational level populations. The value computed by Sternberg et al. (2014) with respect to an isotropic Draine ISRF [START_REF] Draine | Photoelectric heating of interstellar gas[END_REF]) in free space is D 0 = 5.8 × 10 -11 s -1 . Our P 0 value is the corresponding value for G 0 in Habing units and taken at the cloud surface. Moreover, σ g defined in Eq. ( 4) is the dust effective LW-photon absorption cross section per hydrogen nucleus. We take the same value as Sternberg et al. (2014), derived from a standard interstellar extinction curve with a total-to-selective extinction ratio

R V ≡ A V /E(B -V) = 3.1.
We take a linear dependence of σ g to metallicity following the latest prescriptions seen in [START_REF] Draine | Infrared Emission from Interstellar Dust. IV. The Silicate-Graphite-PAH Model in the Post-Spitzer Era[END_REF] and Wiseman et al. (2017) and first given in Franco & Cox (1986) with a value at solar abundances very close to the one used here. Sternberg et al. (2014) also used σ g proportional to metallicity. A constant dust-to-metal ratio for a wide range of metallicities supports this linear dependence, as found by Zafar & Watson (2013), and more recently by Chiang et al. ( 2021) for nearby galaxies with a ratio of about 0.5. Mattsson et al. (2014) indicate that the dust-to-metal ratio is kept constant by stellar dust production and dust growth, counteracting dust destruction, except perhaps for low metallicities. Finally, our expression for the H 2 self-shielding function is taken from Draine & Bertoldi (1996):

f shield (N 2 ) = 0.965 (1 + y/b 5 ) 2 + 0.035 (1 + y) 0.5 × exp -8.5 × 10 -4 (1 + y) 0.5 , (5) 
with y = N 2 /5 × 10 14 cm -2 , b 5 = b/1 km s -1 , and b = 2 km s -1 being the Doppler broadening parameter.

A&A 656, A65 (2021) the ionized and neutral regions as can happen in the late stage of the H II region expansion, approaching the static stage of a pressure-confined H II region. In weak D-type fronts, the ionized gas is accelerated to roughly the ionized gas sound speed, with a corresponding pressure jump from the ionized to the neutral region. The atomic region thus has a higher pressure than the ionized region. When the conditions are such that we should have v D < v IF < v R , no steady ionization front is possible. A shock front develops and precedes the ionization front, increasing the density of the neutral gas immediately before the ionization front so that

v IF = F EUV /n H ≤ v D .
The values of v IF that we can consider in our model are thus necessarily lower than v D or higher than v R . We consider a typical PDR temperature of 1000 K, giving c PDR = 3.7 km s -1 . The Alfvén speed in the PDR is taken in a wide range of 0 to 5 km s -1 , corresponding to a transverse magnetic field of 0 to a few 100 µG. With c II = 10 km s -1 we deduce that our upper boundary for v IF in D-type fronts ranges between 0.7 to 1.4 km s -1 , while the lower boundary for v IF in R-type fronts ranges between 18.6 and 19.3 km s -1 . Due to their high velocities relative to the neutral gas, R-type fronts can only exist in very short-lived phases and are thus most likely not relevant for our goal of characterizing the H I column density at the surface of dense molecular clouds in star forming regions where photoevaporation can be present. In situations where photoevaporation flows (also called photoabalation flows) are present, as in blistertype H II regions, the fronts are expected to be close to D-critical, with v IF ≈ v D (Henney et al. 2005;Henney 2007).

Equations ( 28) and ( 29) assume a transverse magnetic field. Ionization fronts with oblique magnetic fields have been studied in Williams et al. (2000) and Williams & Dyson (2001). By rewriting the jump conditions for obliquely magnetized ionization fronts, they determined that a high transverse field shrinks the forbidden range of front velocities. Solutions of R and Dtype ionization fronts and transitions between the regimes were investigated both from a mathematical perspective and physical relevance. They concluded that these obliquely magnetized ionization fronts may lead to transverse velocities and modulation of magnetic field, which we do not consider in this study.

Radiation pressure

Radiation pressure, caused by momentum transferred from the photons that are absorbed and scattered to the gas and dust, can be nonnegligible in H II regions. Krumholz & Matzner (2009) studied the impact of the radiation pressure on the expansion of both embedded and blister H II regions and concluded that radiation pressure could only become important for H II regions that formed around very massive star clusters. However, their study assumed that all of the radiation momentum was given to the neutral shell directly, without considering the impact of the radiation pressure on the ionized gas. This impact on the ionized region has been exhaustively studied for static, pressureconfined H II regions by Draine (2011a), showing that it can cause the apparition of a central cavity with most of the ionized gas compressed into an ionized shell close to the ionization front. The impact of the radiation pressure on the expansion phase of spherical, embedded H II regions has been investigated by Kim et al. (2016), assuming the static stratification found by Draine (2011a) to remain valid during the expansion. They showed that the compression of the ionized gas in an outer ionized shell caused by radiation pressure can significantly affect the expansion of the H II region due to the raised pressure in this ionized shell. Numerical simulations of the expansion of an embedded, spherical H II region including radiative pressure on dust, gasdust drift, and dust photodestruction (for the conditons of RCW 120) where presented by [START_REF] Akimkin | Dust dynamics and evolution in H II regions -II. Effects of dynamical coupling between dust and gas[END_REF]. They found that radiation pressure has a significant impact on the dynamics of expansion of the H II region in the conditions of their model, and that dust drift can lead to the expulsion of a significant fraction of the dust from the H II region (see also Gustafsson 2018).

While radiation pressure in embedded, spherical H II region has thus been studied significantly in recent years, the impact of radiation pressure on photoevaporation flows (such as found in blister-type H II regions) has however not been investigated in detail. Krumholz & Matzner (2009) consider the case of blister H II region, but as they neglect the impact of radiation pressure on the ionized gas, they implicitly assume the photoevaporation flows to be unaffected by radiation pressure, and radiation pressure and photoevaporation to act independently on the neutral shell. Henney (2007) argue that radiation pressure is not important for typical galactic blister H II regions based on an order of magnitude comparison of the radiative pressure-induced acceleration to the acceleration in a photoevaporation flow. We assume here radiative pressure to be negligible for typical galactic dense PDRs found at the borders of blister H II regions. In more extreme conditions, radiative pressure could be expected to quench photoevaporation by containing the flow of ionized gas. This could result in a decreased v IF , and thus a reduced impact on the H/H 2 transition as described by the results of our semi-analytical model (Sect. 2 and 3).

Comparison with observations

Most observations of PDRs illuminated by B stars show that the H II region is very close to the star and far from the dense PDR, so that photoevaporation is not relevant in that case. Furthermore [START_REF] Diaz-Miller | Photoionized and Photodissociated Regions around Main-Sequence Stars[END_REF] indicated that in B stars or lower mass cases, the H II region is expected to be far closer to the star than the dissociation front. As the ionization and dissociation fronts are independent in this configuration, the semi-analytical model developed in this paper is no longer relevant. Still, if we do apply our semi-analytical model to the parameters of well-known Bstar PDRs (NGC7023,...), it indeed yields a very small ionization front velocity, on the order of less than 10 -4 km s -1 and a G 0 /n H ratio around 10 -3 -10 -2 cm 3 , leading to negligible effects of the dynamics. In the following comparison, we limit ourselves to PDRs illuminated by O stars.

We present in Table 1 the parameters relevant for our study to confront our conclusions to actual PDRs illuminated by O stars. For these PDRs, we deduced the column density between the star and the ionization front by multiplying the density estimated in the H II region n HII by the distance between the star and the PDR or the width of the region if mentioned. The ratio between the star emission rates of EUV and FUV photons are determined by making a log-linear interpolation on Table 1 from [START_REF] Diaz-Miller | Photoionized and Photodissociated Regions around Main-Sequence Stars[END_REF]. For Carina, there are a lot of stars illuminating the PDR, with a maximum temperature of 43 900 K (Wu et al. 2018). We took the approximation of a ratio equal to 1 as expected for such a population of stars. Knowing τ EUV and S EUV /S FUV for these objects, we use Eq. ( 23) to calculate v IF . The result of the computation is given as the last column from Table 1 and on Fig. 13 with error bars. We can see that for all these objects, the dynamic effects have to be important, as they are close to the merging criterion. For the Horsehead and California, the error bars even spread into the merged fronts space.

The PDRs seems to form two groups in the v IF versus G 0 /n H space, although whether this distinction is an artifact of our small

dτ g dτ 2 = 2 + P 0 R G 0 n H exp -τ g f shield (τ 2 /σ g ). (A.3)
Using that:

dτ g dτ 2 = d (τ 1 + 2τ 2 ) dτ 2 = dτ 1 dτ 2 + 2, (A.4)
we deduce that :

dτ 1 dτ 2 = P 0 R G 0 n H exp -τ g f shield (τ 2 /σ g ). (A.5) dτ 2 dτ 1 = P 0 R G 0 n H f shield (τ 2 /σ g )e -(τ 1 +2τ 2 ) -1 . (A.6)
To solve this, we use Eq. ( 9) as the H 2 self-shielding function. This function is composed of two sections. One for low values of H 2 column densities with N 2 < 10 14 cm -2 , and one for N 2 > 10 14 cm -2 . Solving Eq. (A.6) consequently requires to first solve it for the first case, giving us a solution from τ 2 = 0 to τ 2 = τ shield 2 = σ g × 10 14 cm -2 = 1.9 × 10 -7 . After that, we solve it for the second case, from τ 2 = τ shield 2 to τ 2 → +∞. For the first case where the H 2 self-shielding is equal to 1, Eq. (A.6) can be rewritten as:

dτ 1 dτ 2 = P 0 R G 0 n H e -(τ 1 +2τ 2 ) , (A.7)
with the following solution giving τ 1 as a function of τ 2 :

τ 1 (τ 2 ) = ln 1 + 1 2 P 0 R G 0 n H e -2τ 2 . (A.8)
The boundary where τ 2 = τ shield 2 gives:

τ 1 τ shield 2 = ln 1 + 1 2 P 0 R G 0 n H e -2τ shield 2 . (A.9)
In the other case, where the self-shielding of H 2 is a decreasing power-law, Eq. (A.6) is rewritten as:

dτ 2 dτ 1 =        P 0 R G 0 n H       τ 2 τ shield 2       -3/4 e -(τ 1 +2τ 2 )        -1 , (A.10)
with the following solution: .11) with Γ the incomplete Gamma function so that ∂Γ(a, x) ∂x = -x a-1 × e -x , Γ -1 the inverse incomplete Gamma function and:

τ 2 (τ 1 ) = 1 2 Γ -1 1 4 , Γ 1 4 , τ shield 2 + 1 + 1 2 P 0 R G 0 n H exp 2τ shield 2 -e τ 1 /ξ , (A
ξ = τ shield 2 3/4 4 √ 2 P 0 R G 0 n H . (A.12)
The τ shield 2 parameter is very small compared to typical values of τ 1 or τ 2 at the H/H 2 transition. We can thus neglect the exponential term involving τ shield 2 in Eq. A.11, so that:

τ 2 (τ 1 ) = 1 2 Γ -1 1 4 , Γ 1 4 , τ shield 2 + (1 -e τ 1 )/ξ . (A.13)
To finally obtain τ 1 at the position of the transition we need to solve the system given by Eq. (A.2) (valid only at the position of the transition) and Eq. (A.13) (valid everywhere). We solved that system numerically to obtain the results shown in Figure 1. Moreover, as we are interested in the total atomic hydrogen column density N 1,tot , we derive here Eq. ( 12). Expressing Eq. (A.13) as τ 1 (τ 2 ):

τ 1 (τ 2 ) = ln 1 + ξ Γ 1 4 , τ shield 2 -Γ 1 4 , 2 τ 2 , (A.14)
from which we can derive N 1,tot by taking the limit τ 2 → +∞. Indeed, the fraction of atomic hydrogen is decreasing as τ g → +∞, so at infinity the gas is strictly in molecular form, τ 2 or τ g is the same in this limit. In the end, we obtain:

N 1,tot = 1 σ g ln 1 + ξ Γ 1 4 , τ shield 2 = 1 σ g ln 1 + 2.97 σ g × 10 14 cm -2 3/4 P 0 R G 0 n H . (A.15)

Appendix B: CI extinction

Far-UV photons are susceptible of being absorbed by atomic carbon C I in the continuum, thus possibly contributing to the shielding of H 2 . The resulting opacity was neglected in this paper, and we show in this appendix that while extinction by gas phase carbon can be important for the global structure of a PDR, its impact on the H/H 2 transition is negligible.

In the FUV band, the atomic carbon absorbs from 912 Å to 1101 Å with an almost constant absorption cross-section σ C ≃ 1.7 × 10 -17 cm 2 (Nahar & Pradhan 1997). In this band and at a given position, it diminishes the flux by a factor of exp (-σ C N C ), with N C the column density of C I integrated from the edge of the cloud to the given position. Adding its effect to the semianalytical model of this paper would thus require taking into account a more extensive chemical network in order to compute the column density of atomic carbon. The hypothesis maximizing this extinction would be to assume that all the carbon is in atomic form. With an abundance around x(C) = 10 -4 , one can rewrite the extinction term as exp (-

σ C N C ) = exp (-σ C x(C) N)

Numerical Model

The numerical code solves the system of non-linear second order ODE given in Equation ( 7) of the paper, for each position. For a given set of G 0 /n H ratio, Z ′ and v IF , we want to compute both the static and advection solutions.

The computation time for the static model is significantly smaller than the advection case, we thus use a much higher spatial resolution for better precision. Usually, we use 10 6 points for the static case, and 4 × 10 3 for the advection case. The density of spatial points is also a function of the position of the boundaries. As the spatial variable is the optical depth τ g , the edge closest to the star is set to τ g = 0 and is located at the IF. The right boundary, in the core of the cloud, is set to a default of τ g = 15, but can be changed to smaller values if a greater points density is needed close to the IF.

Solving the Static Case

Equation ( 8) of the paper is a non-linear first order ODE, which is much simpler to solve than its dynamical counterpart. We use the integrate.odeint routine from scipy to integrate the right hand side function for each position.

Afterwards, τ 1 is computed using the fact that τ g = τ 1 + 2 × τ 2 . The abundance x 2 is the derivative of τ 2 with respect to τ g . We use the following general numerical approximation:

df dx (x[i]) ≈ f (x[i + 1]) -f (x[i]) x[i + 1] -x[i] . (6.15)
The abundance x 1 is deduced by the identity x 1 + 2 × x 2 = 1.

Solving the Advection Case

With Equation ( 7) of the paper being a second order ODE, we need a boundary condition on the right that represents the first derivative of τ 2 , which is the x 2 abundance.

Although we expect x 2 to converge to 1/2 when τ g → +∞ in our model, the finite size of our numerical grid implies that the value of x 2 never actually reaches 1/2. We make the approximation that x 2 = x 2, static at the right boundary of our grid, deep inside the molecular gas. The farther this right boundary is, the smaller the error made by using this approximation will be. To help the solving function, we derive a first guess of the shape of the solution by computing again the static case solution but with the spatial resolution of the advection case.

To solve the system defined in Equation ( 7) of the paper, we discretize it into a linear system of equations using the computation of the following centred scheme for the second order derivative:

d 2 f dx 2 (x[i]) ≈ f (x[i + 1]) -2 × f (x[i]) + f (x[i -1]) (x[i + 1] -x[i])(x[i] -x[i -1]) . (6.16)
The left boundary conditions are τ 2 (τ g = 0) = 0 and dτ 2 /dτ g (τ g = 0) = 0, and the right condition is dτ 2 /dτ g (τ g, max ) = x 2, static (τ g, max ).

The solving method used is the optimize.fsolve routine from scipy. This method is efficient as long as the velocity of the IF used is small next to the value derived in Equation ( 16) of the paper. If not, the abundance of H 2 follows a very steep increasing profile and the method has to be changed for the optimize.root routine using Broyden's method (called broyden1).

In some cases where the profile is very steep with a large IF velocity, we want to zoom in closer to the IF to have a better spatial resolution without increasing the number of points. In this case, using the static value for the right boundary conditions is too inaccurate. To compute a better estimate of right boundary condition, we therefore compute the abundance profile of H 2 with the usual grid size. We can then zoom in by redefining the maximum optical depth and using the result of this first computation at that optical depth value for the right boundary condition.

T eff = 33 000 K [START_REF] Panagia | Some Physical parameters of early-type stars[END_REF]) located 3.5 pc from the edge of the PDR [START_REF] Abergel | ISOCAM and molecular observations of the edge of the Horsehead nebula[END_REF]Schirmer et al., 2020). It results that the radiation field intensity arriving at the edge of the cloud is estimated around χ (4π) = 60 [30-110] Draine units, while the gas density has been estimated as ranging between 10 4 and 10 5 cm -3 . The Horsehead PDR is located ∼ 400 pc away from us [START_REF] Anthony-Twarog | The H-beta distance scale for B stars: the Orion association[END_REF], so that 1" represents 2 mpc, or ∼ 413 au, and is almost edge-on, with a maximal angle found to be 6 deg by [START_REF] Habart | Density structure of the Horsehead nebula photo-dissociation region[END_REF].

During Cycle 7 of ALMA (Atacama Large Millimetre/sub-millimetre Array) and between October 7, 2019 and December 12, 2019, Viviana Guzmán (PI) performed ALMA observations of the edge of the Horsehead nebula. The observations were focused on the CO J = 3 -2 line (centered on 345.80 GHz) and the HCO + J = 4 -3 line (centered on 356.76 GHz) and used the 12 m array and the Atacama Compact Array (ACA). The angular resolution of these observations is ∼ 0.5". Figure 7.2 presents the integrated line intensity maps obtained.

According to theory (see Chapter 6), photo-evaporation in PDRs like the Horsehead can cause the photo-dissociation front and the photo-ionization front to merge. Do these new ALMA observations of the Horsehead probe a merging of the two fronts ? For example, in Orion Bar, thanks to similar ALMA observations, Goicoechea et al. (2016), found a large atomic region (∼ 6 000 au) clearly proving that the fronts are not merged.

To answer this question, in collaboration with Viviana Guzmán, Claudio Hernández-Vera, PIs of the project and in charge of the data acquisition and reduction, as well as Maryvonne Gerin and Jérome Pety, we investigate if these newly obtained highresolution ALMA observations in CO, as well as SOFI (Son of ISAAC) observations at ∼1" angular resolution of the H 2 1-0 S(1) emission line from [START_REF] Habart | Density structure of the Horsehead nebula photo-dissociation region[END_REF], tracing warm H 2 , and 0.9m KPNO telescope observations of Hα at ∼ 1" angular resolution from [START_REF] Pound | Looking into the Horsehead[END_REF] tracing the ionized gas can help to constrain the size of the atomic zone in the Horsehead. We will compare these observations to a grid of models produced with the static and stationary Meudon PDR code in order to test whether these observations can be explained without including dynamical effects.

The Fronts Positions

The radiation field comes from the right in the observed map and, in order to measure the separation between the IF, DF and C + /C/CO transition, we thus need to define the position of each of these fronts along the horizontal axis from the line intensity maps. In addition, we see that due to the wavy aspect of the front surface, using vertically-averaged intensity profiles would result in smearing out the front structure. We thus determine the front positions on individual horizontal cuts along the δx axis of Figure 7.2 and extract spatial profiles of the lines in each cut, averaging vertically along a very narrow interval to reduce the irregularity without smearing out the front structure. Figure 7.3 shows an example of such a cut.

We see that the Hα profile possesses a maximum, which we define to be the position of the H/H + transition. Indeed, the intensity of this recombination line in the H ii region is expected to be proportional to the emission measure along the line of sight n(H + )n(e -) dl. As we move closer to the ionization front (coming from the H ii region), a competition between a decreasing ionization fraction and an increasing gas density profile (due to photo-evaporation) leads to expect a peak of the line very close to the ionization front. n H = 2 × 10 5 cm -3 being of order of 4 000 au, the resulting distances between the fronts are too large to fit the observations ;

• Isobaric Models: Isobaric models, using an extinction curve representative of PDR conditions and the turbulent velocity derived by [START_REF] Gerin | HCO mapping of the Horsehead: tracing the illuminated dense molecular cloud surfaces[END_REF], reproduce the front separations for the expected range of radiation field intensities. The C/CO distance from the IF especially allows to constrain the pressure in the range P th = 3.7 -9.2 × 10 6 K cm -3 . These pressure values are of the same order of magnitude as the values derived in [START_REF] Habart | Density structure of the Horsehead nebula photo-dissociation region[END_REF].

From our isobaric models, we noticed that the predicted distance between the IF and the DF are small, ranging from 0.25 au to ∼ 30 au. But with ALMA resolution being of order of 400 au, we would need at least a 100 times higher resolution to separate the fronts. We found in [START_REF] Maillard | Dynamical effects of the radiative stellar feedback on the H I-to-H 2 transition[END_REF] that the width of the atomic region is reduced by the advection, so dynamical models would reduce further the IF-DF distance, making it impossible to ALMA or even JWST observations to conclude on the presence of dynamical effects on the width of the atomic region. It does not mean that those effects are absent, but rather that signatures of dynamical effects should simply not be searched for by trying to measure the spatial distance between the fronts, even with the currently available high-resolution observations. We succeed to reproduce the intensity of the CO (3-2) line with our last set of isobaric models, but they still fail for the H 2 1-0 S(1) line. In the following Chapter 8, we investigate if the Meudon PDR code is able to reproduce observations by the IGRINS spectrograph of H 2 ro-vibrational lines in PDRs. In order to find if the pure rotational and 1-0 S(1) lines intensities can indeed be increased by advection effects as proposed by Habart et al. (2011), we describe in Chapter 9 our implementation of H 2 excitation in the dynamical Hydra PDR code.

study the H 2 formation mechanisms on grains and to identify some issues with simple theories leading to the introduction of different adsorption sites on grains to form H 2 [START_REF] Habart | Some empirical estimates of the H 2 formation rate in photon-dominated regions[END_REF][START_REF] Cazaux | Molecular Hydrogen Formation in the Interstellar Medium[END_REF][START_REF] Bourlot | Surface chemistry in the interstellar medium. I. H 2 formation by Langmuir-Hinshelwood and Eley-Rideal mechanisms[END_REF]. They were also useful to measure the cooling efficiency of the H 2 molecule in PDRs. If H 2 spatial observations are numerous, only a few ground H 2 observations have been done because of the opacity of the atmosphere as well as the lack of dedicated instruments. For example, some ro-vibrational emission lines as the 1-0 S(1) and 1-0 S(2) lines have been observed towards NGC 7023 at the CFHT [START_REF] Lemaire | High spatial resolution observations of H_2_ vibrational emission in NGC 7023[END_REF][START_REF] Lemaire | High resolution Fourier transform spectroscopy of H_2 IR emission in NGC 7023[END_REF], and thanks to IRTF/TEXES, [START_REF] Allers | H 2 Pure Rotational Lines in the Orion Bar[END_REF] detected the 1-0 S(1) and 2-1 S(1) towards the Orion Bar. If up to now ground observations of H 2 were limited to a few ro-vibrational lines, new observations with the spectrograph IGRINS are a game changer. In three recent papers, [START_REF] Le | Fluorescent H 2 Emission Lines from the Reflection Nebula NGC 7023 Observed with IGRINS[END_REF], [START_REF] Kaplan | Excitation of Molecular Hydrogen in the Orion Bar Photodissociation Region from a Deep Nearinfrared IGRINS Spectrum[END_REF] and [START_REF] Kaplan | A Near-infrared Survey of UV-excited Molecular Hydrogen in Photodissociation Regions[END_REF] report ground observations of more than one hundred H 2 ro-vibrational emission lines in six PDRs thanks to this new spectrograph.

IGRINS:

The Immersion GRating INfra-red Spectrograph (IGRINS) is a near-IR spectrometer that covers the H -band (1.45-1.9 µm) and K -band (1.9-2.45 µm). The silicon immersion grating technology allows to reach a spectral resolution for a ground instrument with a resolving power R (number of bins per wavelengths) of R = λ/∆λ ≃ 45 000 [START_REF] Yuk | Preliminary design of IGRINS (Immersion GRating INfrared Spectrograph)[END_REF][START_REF] Park | Design and early performance of IGRINS (Immersion Grating Infrared Spectrometer)[END_REF]. It is mounted on the 2.7 m Harlan J. Smith Telescope at the McDonald Observatory, and covers approximately a surface of 1"×15". Figure 8.1 represents a simplified scheme of the IGRINS instrument as well as a 3D model of the components found in [START_REF] Park | Design and early performance of IGRINS (Immersion Grating Infrared Spectrometer)[END_REF]. Figure 8.2 superimposes the bandwidth of IGRINS to H 2 transition lines along with the lines actually observed by the spectrometer in [START_REF] Kaplan | A Near-infrared Survey of UV-excited Molecular Hydrogen in Photodissociation Regions[END_REF].

Aims: Because of the very large number of H 2 lines detected, the IGRINS observations make for a very interesting playground for models to be tested on. Qualitative modeling is discussed in the three papers introducing the observations and are reviewed in Section 8.1.2. In this chapter, we intend to compare these observations to detailed models done with the Meudon PDR code. Our goal is to determine what are the physical conditions in the Orion Bar and the other PDRs, what are the physical processes responsible for the H 2 excitation, and in particular whether static PDR models are able to explain the observations or if dynamical effects are needed.

PDRs Observed by IGRINS

The observed PDRs are listed here, with the number of detected H 2 ro-vibrational lines and with the position of the IGRINS slit displayed on Figure 8.3: NGC 7023: Illuminated by HD 200775, a B3Ve-B5 star [START_REF] Witt | The Excitation of Extended Red Emission: New Constraints on Its Carrier from Hubble Space Telescope Observations of NGC 7023[END_REF][START_REF] Alecian | Characterization of the magnetic field of the Herbig Be star HD200775[END_REF] with T eff ≃ 17 000 K [START_REF] Baschek | On the spectrum of the Herbig Be star HD 200775[END_REF], NGC 7023 is a close (∼ 430 pc, van den Ancker et al. 1997) reflection nebula. The North-West (NW) PDR wall is studied here, with an impinging radiation field of G (2π) 0 = 2 600 Habing units (see Appendix B) as found in [START_REF] Pilleri | Evaporating very small grains as tracers of the UV radiation field in photo-dissociation regions[END_REF]; Joblin et al. (2018). Previous observations of H 2 in this PDR were performed in low spatial resolution by [START_REF] Martini | Near-Infrared Spectroscopy of Molecular Filaments in the Reflection Nebula NGC 7023[END_REF][START_REF] Martini | Near-Infrared Spectroscopy of Molecular Hydrogen Emission in Four Reflection Nebulae: NGC 1333, NGC 2023, NGC 2068, and NGC 7023[END_REF] and high spatial resolution in 1-0 S(1) and 1-0 S(2) lines by [START_REF] Lemaire | High spatial resolution observations of H_2_ vibrational emission in NGC 7023[END_REF]. With IGRINS observations, [START_REF] Le | Fluorescent H 2 Emission Lines from the Reflection Nebula NGC 7023 Observed with IGRINS[END_REF] report the detection of 68 H 2 ro-vibrational lines, up to v = 13 and J = 11, in three contiguous regions displayed on Figure 8.3.

The Orion Bar: In the Orion Nebula, OB stars of the Trapezium cluster (with a UV field dominated by θ 1 Orionis C) have created a blister-type H ii region (Figure in the Horsehead nebula, which is a dark nebula from the L1630 molecular cloud. It is illuminated by σ Orionis (O9.5V, Warren and Hesser 1977, T eff = 33 000 K Panagia 1973), and is located 387.5 ± 1.3 pc away from us [START_REF] Schaefer | Orbits, Distance, and Stellar Masses of the Massive Triple Star σ Orionis[END_REF]. The radiation field intensity is estimated at χ (4π) = 60 [30 -110] Draine units, with a density ranging between 10 4 and 10 5 cm -3 (Habart et al., 2011). For more details on this nebula, see Chapter 7. As a reminder, the Horsehead has been mapped in high-resolution observations of the H 2 1-0 S(1) line in [START_REF] Habart | Density structure of the Horsehead nebula photo-dissociation region[END_REF]. In [START_REF] Kaplan | A Near-infrared Survey of UV-excited Molecular Hydrogen in Photodissociation Regions[END_REF], 53 H 2 ro-vibrational lines were detected, reaching v = 12, J = 2. [START_REF] Le | Fluorescent H 2 Emission Lines from the Reflection Nebula NGC 7023 Observed with IGRINS[END_REF]; [START_REF] Kaplan | Excitation of Molecular Hydrogen in the Orion Bar Photodissociation Region from a Deep Nearinfrared IGRINS Spectrum[END_REF] and [START_REF] Kaplan | A Near-infrared Survey of UV-excited Molecular Hydrogen in Photodissociation Regions[END_REF] discuss the shape of the H 2 excitation diagram in the studied PDRs. In this section, we summarize these analyses.

First Analysis of Le and Kaplan

As we will see in detail in Chapter 9, the H 2 levels are populated through different processes : collisions, UV-pumping followed by fluorescence and radiative transitions. The formation of an H 2 molecule can also increase the population of levels, whereas its destruction (by photo-dissociation mainly) reduces level populations. Collisions tend to make the level distribution a Boltzmann distribution, that in an excitation diagram looks like a straight line, while UV-pumping and fluorescence cause a characteristic "saw-tooth" shape (in the words of [START_REF] Kaplan | Excitation of Molecular Hydrogen in the Orion Bar Photodissociation Region from a Deep Nearinfrared IGRINS Spectrum[END_REF] in an excitation diagram.

The ratio between the 2-1 S(1) and the 1-0 S(1) H 2 lines is sometime used to estimate whether the H 2 distribution is mainly dominated by collisional excitation or by UV-pumping. If the ratio is around 0.54 -0.56 [START_REF] Black | Fluorescent Excitation of Interstellar H 2[END_REF], then the excitation is likely controlled by radiative pumping, while low values around 0.08 [START_REF] Black | Fluorescent Excitation of Interstellar H 2[END_REF] or 0.11 [START_REF] Kwan | On the molecular hydrogen emission at the Orion Nebula[END_REF] are more representative of collision-driven excitation. So, observing this ratio in interstellar objects may help to discriminate between a gas excited mainly by UV photons (PDR) or shocks. Low values can be found in PDR environments only when n H > 10 5 cm -3 and χ (4π) > 10 5 Draine units. Therefore, if a small ratio is measured where these physical conditions are not justified, then the hypothesis of shocks is needed (Le Petit et al., 2006). This ratio is computed by [START_REF] Le | Fluorescent H 2 Emission Lines from the Reflection Nebula NGC 7023 Observed with IGRINS[END_REF] on the IGRINS observations of NGC 7023 for the three regions: 0.56 ± 0.03 is found for the C region shown on Figure 8.3, which has the lowest density, 0.48 ± 0.02 in the B region, and 0.41 ± 0.01 in the densest A region. This quick study allows to already observe that in the lowest-density region (A) the excitation is mainly controlled by UV-pumping and fluorescence excitation, while collisions modify more the excitation where the density is higher. The fact that the ratio obtained is intermediate shows that collisions do not dominate but have more of a mitigation effect on the radiative pumping. We can conclude somewhat the same thing with [START_REF] Kaplan | A Near-infrared Survey of UV-excited Molecular Hydrogen in Photodissociation Regions[END_REF] observations, yielding 0.42 ± 0.01 for S 140, which has n H = 10 4 cm -3 , 0.35±0.04 for the Horsehead with density n H = 2×10 4 cm -3 , 0.34±0.06 for IC 63 with density n H = 1.3×10 4 cm -3 , 0.32±0.05 for NGC 2023 with density n H = 2×10 5 cm -3 , and 0.19 ± 0.02 for the Orion Bar with density n H = 10 6 cm -3 . It is especially striking with the Orion Bar having such a low ratio value because of its high density.

The H 2 observations in the six PDRs are presented as excitation diagrams in Figures 8.4, 8.5 and 8.6. H 2 lines being quadrupolar electric transitions, they can be assumed to be faint enough to be optically thin so that the H 2 column densities in its levels, N i , we used a minimization Python code called ISMFit. The ISMFit code is a tool currently being developed in LERMA that intend to automatically find which model from a grid finds the results closest to the observations within the error bars. It interpolates between models of the grid for a finer estimate. Noting C the cost function used to measure the distance from a model to the observations, the model with the lowest value of C on the grid is considered to be the "best" model. This fitting procedure is applied using only the H 2 lines observed by IGRINS. The grid has models with different sets of physical parameters, that are P th the pressure (our models use an isobaric prescription), χ (4π) the radiation field intensity (in Mathis units and for a full 4π-free space), and A V the thickness of the cloud (in magnitude). To make our grid of models, we used the 1.7 version (which development is ongoing, but the versions used are tested and stable) of the Meudon PDR code.

Because running a grid containing hundreds of models with different physical parameters is costly regarding the computation time, we used a pre-existing grid to perform our analysis, which only followed the first 250 H 2 levels (up to v = 7, J = 18) instead of the full 302. A few of the lines available in IGRINS observations could thus not be taken into account in our analysis. The number of lines used in the fitting procedure is therefore: 59 lines for region A of NGC 7023, 108 for the Orion Bar, 125 for S 140, 169 for NGC 2023, 117 for IC 63 and 52 for the Horsehead. We are currently running a new grid of models including all H 2 levels to improve the analysis.

The observations provided by [START_REF] Kaplan | Excitation of Molecular Hydrogen in the Orion Bar Photodissociation Region from a Deep Nearinfrared IGRINS Spectrum[END_REF][START_REF] Kaplan | A Near-infrared Survey of UV-excited Molecular Hydrogen in Photodissociation Regions[END_REF] and from which we can see a sample in Table 8.1, are all normalized to the 4-2 O(3) line because of difficulties to calibrate the instrument. To harmonize our set, we normalized by the same line the data obtained for region A of NGC 7023 and given by [START_REF] Le | Fluorescent H 2 Emission Lines from the Reflection Nebula NGC 7023 Observed with IGRINS[END_REF]. The inversion is performed on these normalized lines, so our grid intensity outputs are also normalized to the computed 4-2 O(3) line. The errors shown in Table 8.1 are also normalized, but to take into account the uncertainty of our models, we replaced them by 30% of error. Those new error bars will be shown on results figures. We will consider that a line is "successfully" reproduced if the model is within a factor of 2 of the observations (also shown on the figures as additional translucent bars). Independently from the models, as the lines are normalized by the 4-2 O(3) line, any measurement error on this line will become a systematic scaling error impacting all of the lines. We thus chose to include, as one additional free parameter, a global scaling factor applied to all lines, which we constrained to be between 0.9 and 1.1 to account for an assumed error of 10 % regarding the normalization line itself. Those 10% are an upper value of the error estimated by [START_REF] Kaplan | A Near-infrared Survey of UV-excited Molecular Hydrogen in Photodissociation Regions[END_REF], which can reach 9% in the case of IC 63. Geometrical effects that are not implemented in the code or not included in the grid, such as beam dilution (when only a fraction of the beam is filled by PDR material, see a schematic example on the left panel of Figure 8.1), superposition of multiple PDR fronts, or a geometric angle (not true if the line is optically thick), could also induce a scaling of all predicted lines intensities by an identical "geometrical" factor. Because the beam and the angle are the same for all of the individual lines observed in each PDR, the effects described above would yield the same factor on all of the line intensities. However, as the data set of [START_REF] Kaplan | A Near-infrared Survey of UV-excited Molecular Hydrogen in Photodissociation Regions[END_REF] is given as normalized by the intensity of one specific line of the observed set, such a geometrical scaling factor, if present, would be cancelled by the normalization and should thus not be included in the fitting procedure. The only free scaling factor that we include in our analysis is thus the one representing the error on the normalization line.

Results

Best-fitting Models

The Meudon PDR Code was successful in reproducing almost entirely the intensity diagrams. The fitting procedure provided us with the values of the physical conditions that best reproduce the line intensities. We present in Table 8.2 the said conditions for the different PDRs as well as the fraction of lines reproduced within a factor 2. On Figures 8.7 to 8.12 we show, for all of the PDRs, the intensity diagrams comparing IGRINS observations to the best models found with the ISMFit procedure for our grid of Meudon PDR models. Table 8.2: Physical parameters that better reproduce the observations of the PDRs, as obtained by the fitting procedure ISMFit with the Meudon PDR Code. The two last columns are the number of lines replicated within a factor 2 and the corresponding percentage. The radiation field intensities and pressures are taken from Joblin et al. (2018) for NGC 7023 and the Orion Bar, and from [START_REF] Habart | Density structure of the Horsehead nebula photo-dissociation region[END_REF] for the Horsehead. For the other PDRs, they come from [START_REF] Kaplan | A Near-infrared Survey of UV-excited Molecular Hydrogen in Photodissociation Regions[END_REF] with the pressures computed using the P th -G 0 relationship from Joblin et al. (2018).

PDR Model P th χ (4π) κ Lines Percent K cm -3
Mathis NGC 7023 Literature 10 8 4 × 10 3 Meudon PDR 1.1 × 10 6 8.1 × 10 4 0.9 55/59 93% Orion Bar Literature 2.4 × 10 8 3.1 × 10 4 Meudon PDR 7.4 × 10 7 1.9 × 10 3 0.9 95/108 88% S 140 Literature 10 7 620 Meudon PDR 2.8 × 10 5 2.3 × 10 3 0.9 124/125 99% NGC 2023 Literature 4.3 × 10 8 2.6 × 10 4 Meudon PDR 1.7 × 10 6 2.4 × 10 3 0.9 165/169 98% IC 63 Literature 3.8 × 10 6 230 Meudon PDR 1.3 × 10 6 1.9 × 10 3 0.9 110/117 94% Horsehead Literature 4 × 10 6 100 Meudon PDR 2.3 × 10 6 7.8 × 10 2 0.97 49/52 94% v = 2 to v = 12, models with the input parameters found in the literature reproduce quite well the observations. However, as the observational constraints used here are only line ratios (to a line originating from v = 4), we cannot conclude whether the v = 1 levels are overestimated or the v > 1 levels underestimated, but only that the ratio between v = 1 levels and higher levels is incorrectly reproduced when using the literature values of the parameters.

For now, we conclude that the ratios of H 2 ro-vibrational lines from vibrational levels with v ≥ 2 do not constrain the physical conditions (thermal pressure and the intensity of the UV radiation field). Models using the conditions found in the literature succeed to reproduce most of the line ratios deduced from IGRINS observations with the exception of v = 1 for the brightest PDRs but not the less excited ones. A solution to solve our issues would be to work directly on the line intensities instead of ratios. This would require that the team that has done the observations finds a way to calibrate the data.

Importance of Collision Rates

During the analysis of the IGRINS observations, we noted that older versions of the code were unable to find a satisfying solution, especially in the case of the Orion Bar. We found the change to be due to a recent update of the rates of transitions induced by collision between H 2 and other species. The new rates include H 2 collisions with H [START_REF] Lique | Revisited study of the ro-vibrational excitation of H 2 by H: towards a revision of the cooling of astrophysical media[END_REF][START_REF] Bossion | Ro-vibrational excitation of H 2 by H extended to high temperatures[END_REF], ortho-H 2 and para-H 2 (Flower andRoueff, 1998, 1999;[START_REF] Wan | Collisional Quenching of Highly Excited H 2 due to H 2 Collisions[END_REF], as well as He1 , H + (González-Lezana et al., 2021) and electrons [START_REF] England | A study of the vibrational excitation of H 2 by measurements of the drift velocity of electrons in H 2 -Ne mixtures[END_REF]. Those rates take into account the reactive collisions allowing for ortho-para conversion. Before the update of the rates, what was used was: [START_REF] Martin | Master Equation Studies of the Collisional Excitation and Dissociation of H 2 Molecules by H Atoms[END_REF] for collisions with H, Flower andRoueff (1998, 1999) for collisions with ortho and para H 2 and with He, while [START_REF] Gerlich | Ortho-para transitions in reactive H + +H 2 collisions[END_REF] provided the rates for collisions with H + (those with H + 3 were assumed to be identical). The impact of the update of the rates can be seen on Figure 8.17 showing the intensity diagram of the Orion Bar before and after the updating of the rates for the same physical conditions. We clearly see that the update of the rates allows to better reproduce the intensities, especially for the high-v states. That is quite an interesting conclusion, because for such levels, we would expect the radiative cascade to dominate.

A key point in the update of the H 2 collision rates has been the introduction of the H-H 2 collision rates by [START_REF] Bossion | Ro-vibrational excitation of H 2 by H extended to high temperatures[END_REF] and of the H 2 -H 2 rates computed by [START_REF] Wan | Collisional Quenching of Highly Excited H 2 due to H 2 Collisions[END_REF]. Previous collision rates were estimated up to v = 6 whereas these new rates are computed for all the H 2 levels of the ground electronic state. Since no collision rates were available in previous versions of the Meudon PDR code for v > 6, only radiative de-excitations were possible for high v levels. In the most recent version of the PDR code, de-excitation by collisions is also possible and this is what allows us to reproduce with the Meudon PDR code the line intensity ratios of high v, J levels. We investigated whether or not the collision rates update changes the H 2 line intensities in Horsehead Nebula conditions. Figure 8.18 shows the intensity diagram of the Horsehead Nebula before and after the updating of the rates for the same physical conditions. The impact of the collision rates update here is moderate as expected as the collisions play a smaller role in a lower pressure environment than the Orion Bar.

We can thus conclude that to simulate properly the H 2 excitation, it is necessary to consider collisions even for very high v, J levels. This is especially important in dense PDRs such as the Orion Bar.

Dominant Excitation Processes

To better understand the importance of collisions for high-v levels, we investigate further the dominant processes populating each H 2 level: formation, upwards and downwards collisional transitions, spontaneous radiative de-excitation, IR pumping or fluorescence (defined here as UV-pumping from a level of the ground electronic state to an excited electronic state followed by a relaxation to bound level of the ground electronic state) We focus on the two extreme cases: the Orion Bar and the Horsehead PDRs. From what we saw in previous sections, the Orion Bar has a greater pressure and density than the Horsehead and shows a substantial dependence to the update of the collision rates.

Figure 8.19 compares the relative populating rates of each H 2 level as functions of the energy of the level for Orion Bar conditions. Consistently over the levels, the upwards IR radiative transitions are negligible, because the IR spectrum is not intense enough to excite H 2 . The first levels are thermalized as expected given their relatively low energy. As we go up in level energy, the levels then become mainly populated by IR radiative cascade. But very quickly, downwards collisions start playing a dominant role in the population of the levels of the molecule. The cascade initiated by UVinduced fluorescence (and in part by H 2 formation in excited levels as well) is thus mainly collisional rather than radiative for a large range of ro-vibrational levels in the conditions of the Orion Bar. This explains why the update of the rates was so critical to reproduce the IGRINS observations of the Orion Bar. For the highest levels of the set, the downward transition processes decrease because upper levels are not much populated or not taken into account at all, and direct injection processes (UV-induced fluorescence and H 2 formation in excited levels) become dominant. The prescription for rates of H 2 formation in excited levels used in these tests is a Boltzmann distribution with a fixed average energy (corresponding to a temperature at around 8 700 K).

For the Horsehead nebula, Figure 8.20 displays the different processes for every H 2 levels sorted by increasing level energy relative to the ground level. We see that much like the Orion Bar, the first few levels are thermalized. For higher levels, the downwards IR radiative transitions dominate for most of the levels, with downwards collisional transitions taking over at a much higher level than in the case of the Orion Bar (due to the lower density), and quickly being overcome by fluorescence and excitation at formation.

To make both Figures 8.19 and 8.20, we chose the positions where the emissivity of ro-vibrational lines reaches its maximum (A V ∼ 0.1 for the Orion Bar and A V ∼ 0.04 for the Horsehead). In the case of the Orion Bar, at the selected position, the density is 2 × 10 5 cm -3 and the temperature is 620 K, while for the Horsehead it is 5 × 10 4 cm -3 and 140 K. A denser and hotter medium in the Orion Bar can indeed explain the noticeably different behaviours in the excitation mechanisms.

Figures 8.21 and 8.22 present a different view of the same results. In these plots, we organise the levels per vibrational states first and then, for each v, per rotational number J. This representation helps to visualize the difference in the H 2 excitation mechanisms between the Orion Bar and the Horsehead.

We checked that the most important collision rates for the downward transitions of the high v, J levels are those with H (see Figures 8.23 and 8.24). So, we can conclude that the collisions with atomic hydrogen are dominant, and therefore, from all of the rates update discussed in Section 8.3.4, those made by [START_REF] Bossion | Ro-vibrational excitation of H 2 by H extended to high temperatures[END_REF] are the most important. They reach high excitation levels and are necessary to correctly reproduce the observed excitation diagrams of dense PDRs such as the Orion Bar where collisions are important.

To sum up, by looking at the detailed processes populating each level, we find that IR cascade is dominant in PDRs such as the Horsehead, but is replaced by a collisional cascade in higher density PDRs such as the Orion Bar. The collision rates are controlled by atomic hydrogen, thus the most important part of the update of collision rates is achieved by using the results of [START_REF] Bossion | Ro-vibrational excitation of H 2 by H extended to high temperatures[END_REF].

Chapter 9

Modeling H 2 Excitation in a Dynamical PDR

Introduction

In Chapter 6, we saw that the propagation of the ionization front leads to a reduction of the width of the atomic zone and to a H/H 2 transition closer to the edge of the cloud. Photo-evaporation should thus cause more H 2 molecules to be present in hotter and more UV-illuminated gas leading to more intense emission lines. Störzer and Hollenbach (1998) studied this effect in the case of strongly illuminated PDRs such as the Orion Bar, where they found an amplification of some H 2 lines by a factor 2-3. In Chapter 6, we found that dynamical effects are expected to have a more important impact on the PDR structure in lower G 0 /n H PDRs (such as the Horsehead PDR).

The last objective of this thesis is thus to simulate H 2 excitation and the resulting line intensities considering these dynamical effects. This is especially motivated by the ISO and SPITZER observations reported by [START_REF] Habart | Density structure of the Horsehead nebula photo-dissociation region[END_REF] and Habart et al. (2011). Indeed, in these papers, the authors show that stationary PDR codes have difficulties to explain some line intensities in low G 0 /n H PDRs. They suggest that H 2 formation rate could be underestimated in PDR models. [START_REF] Bourlot | Surface chemistry in the interstellar medium. I. H 2 formation by Langmuir-Hinshelwood and Eley-Rideal mechanisms[END_REF]; [START_REF] Bron | Efficient ortho-para conversion of H 2 on interstellar grain surfaces[END_REF] showed that indeed, the H 2 formation rate is large in PDRs because of chemisorption-based formation processes and of stochastic effects, but that is not enough to explain the pure rotational lines from the S(3) line as well as the 1-0 S(1) line. Habart et al. (2011) proposed another solution, the effect of advection. This is precisely what we want to test here. Furthermore, the imminent arrival of the James Webb Space Telescope observations will provide numerous H 2 line intensities that will require a better understanding of dynamical effects to be interpreted. We can see on Figure 9.1 the band width of the JWST compared to the different lines of H 2 . The Meudon PDR code and the Hydra PDR code will be used within the PDRs4All 1 ERS international collaboration to interpret the JWST observations. We thus implemented the computation of the excitation of H 2 in the Hydra PDR code. In Section 9.2, we detail the computation of the excitation of H 2 including the of the levels fractions. We thus expect that the ortho-para ratio of H 2 , governed by slow conversion processes, might be inaccurate with this approximation. For example, advection bringing cold gas closer to the edge of the cloud would reduce the local OPR. These effects will be included in a future update by considering ortho-H 2 and para-H 2 as two different chemical species, computing their time evolution with the rest of the chemical network, and solving their respective excitations separately with the stationary assumption.

The chemical formation rate of H 2 is noted F H 2 and is in cm -3 s -1 . When the molecules are produced, the populations in energy levels follow the formation fractions f i . We call this process the excitation at formation. In Section 9.2.2 we discuss how the population is distributed upon formation. Additionally, the global destruction rate D H 2 n(H 2 ) can be expressed as a sum on levels, and each level has a destruction rate d i , so that:

D H 2 n(H 2 ) = i n i d i . (9.2)
Each destruction rate is the sum of different destruction processes. We consider three different processes:

• Photo-dissociation is computed level-by-level with rate d phot i .

• A few chemical reactions are treated with level-dependent rates, like the C + + H 2 -→ CH + + H reaction, with a total destruction rate d chem i (with i index) using the rate estimates from [START_REF] Zanchet | H 2 (v = 0,1) + C + ( 2 P) -> H+CH + State-to-state Rate Constants for Chemical Pumping Models in Astrophysical Media[END_REF][START_REF] Herráez-Aguilar | The effect of the reactant internal excitation on the dynamics of the C++ H2reaction[END_REF].

• All other chemical reactions are treated in a level-independent manner with a total destruction rate d chem (no i index) ;

The total gives

d i = d phot i + d chem i + d chem .
The density n(H 2 ) changes in time through chemical reactions of formation and destruction. The chemical evolution equation of H 2 is written as:

dn(H 2 ) dt = F H 2 -D H 2 n(H 2 ). (9.3)
To determine the evolution equation of the level populations n i , we need to add the transitions between the states, containing the collision processes with other species and H 2 itself, along with radiative processes. We note the total of these transition processes as the T ij matrix (where element T ij corresponds to the transition rate from level i to level j) and will detail the processes in the following sections. The evolution equation of the population of the levels is:

dn i dt = F H 2 f i -n i d i + j T ji n j -n i j T ij . (9.4)
The first term of the right hand side represents chemical formation in the level, the second is for chemical and radiative destruction, the third is for transitions from every other level j to level i, and the last one is for transitions from level i to any other level j. This equation is for n i , we look at the same evolution equation but for the levels fractions x i :

dx i dt = d (n i /n(H 2 )) dt = 1 n(H 2 ) 2 n(H 2 ) dn i dt -n i dn(H 2 ) dt = 1 n(H 2 ) dn i dt - x i n(H 2 ) dn(H 2 )
dt .

(9.5)

By incorporating Equations ( 9.3) and (9.4), we obtain:

dx i dt = 1 n(H 2 )   F H 2 f i -n i d i + j T ji n j -n i j T ij   - x i n(H 2 ) (F H 2 -D H 2 n(H 2 )) .
(9.6) Assuming the stationary state of the levels fractions gives:

dx i dt = 0 = F H 2 (f i -x i ) n(H 2 ) + x i (D H 2 -d i ) + j T ji x j -x i j T ij , (9.7)
The system to solve is written as:

x i = F H 2 f i /n(H 2 ) + j T ji x j F H 2 /n(H 2 ) -D H 2 + d i + j T ij . (9.8)
From here we can define a characteristic evolution time scale of level i as:

τ i =   F H 2 /n(H 2 ) -D H 2 + d i + j T ij   -1
, (9.9) allowing to rewrite the equilibrium equation:

x i = τ i   F H 2 f i /n(H 2 ) + j T ji x j   .
(9.10)

An equivalent and more convenient way to write this system is to write it as a matrix equation. It is usually easier to implement numerically and to solve. It yields: (9.11) with τ inv a diagonal matrix where τ inv ii = 1/τ i , x the unknown vector of the x i and f the vector of the f i . Let us now detail the content of the transition matrix T .

(T -τ inv ) × x = - F H 2 n(H 2 ) × f,

Excitation Processes

Radiative Transitions: There are three possible radiative transition processes between levels:

• Spontaneous emission of a photon, leading from an upper level i to a lower level j with a rate A ij ;

• Absorption of a photon, leading from a lower level i to an upper level j with a rate B ij u ν (ν ji ), where u ν is the radiation field energy density at frequency ν and ν ji the frequency associated with the energy gap between i and j ;

• Stimulated emission, inducing a transition from the upper level i to the lower level j with a rate B ij u ν (ν ij ).

We note the radiative transitions matrix R ij , which has a null diagonal: (9.12) This matrix has elements which are equal to zero for transitions between ortho and para levels.

R ij = A ij + B ij u ν (ν ij ) for i > j ; B ji u ν (ν ji ) for i < j.
Collisions: During a collision, the H 2 molecule can give some of its internal energy to the other species it collided with as kinetic energy for example, triggering a relaxation. The other species can also give some of its energy to excite the H 2 molecule. The rates of these transitions triggered by collision depend on the colliding species, its abundance and the gas temperature. H 2 most important colliding species are H, He, H + , electrons and itself.

Transitions triggered by non-reactive collisions obey the same rules as radiative transitions about the conversion between ortho-H 2 and para-H 2 . It is possible however for the collision to lead to a chemical reaction where one of the hydrogen nuclei is replaced by another proton. An example of reactive collision with atomic hydrogen would be H

A + H B H C → H B + H A H C .
The resulting molecular hydrogen may not be the same nuclear spin isomer as the original molecule. The consequence of this mechanism happening with H and H + are to be ignored in terms of chemical species balance, but the non-zero rates of conversion between the nuclear spin isomers are included in the C ij matrix. Moreover, the distributions of ortho-H 2 and para-H 2 would be decoupled if not for the presence of reactive collisions, and the OPR at formation would be "frozen" in the gas. We neglect reactive collisions where protons are exchanged between two H 2 molecules, because the activation barrier for such a reaction is of order of 60 000 K [START_REF] Carmona-Novillo | Quasiclassical trajectory study of reactive and dissociative processes in H 2 +H 2 : Comparison with quantum-mechanical calculations[END_REF], so is slow in PDR conditions. However, such a process could be important in a case of merged fronts, even though the life time of an H 2 molecule in those conditions would be very short, so that OPR would be probably dominated by the OPR at formation. We still note to include it in later versions.

The collision rates between levels i and j are noted C X ij (T gas ) × n(X) with X the colliding species, n(X) its density and T gas the gas temperature. For the Meudon PDR code, Jacques Le Bourlot gathered rates found in literature and interpolated them on a common grid of temperatures to create a set of files used in excitation computations. We use the same data, where downwards transitions (i > j) rates originate from the following papers:

• For collisions with atomic hydrogen, and including reactive collisions, [START_REF] Lique | Revisited study of the ro-vibrational excitation of H 2 by H: towards a revision of the cooling of astrophysical media[END_REF] performed exact quantum calculations ranging from 100 to 5 000 K, and many more transitions were added by [START_REF] Bossion | Ro-vibrational excitation of H 2 by H extended to high temperatures[END_REF] quasi-classical calculations ranging from 100 to 15 000 K ;

• For collisions with ionized hydrogen, González-Lezana et al. ( 2021) performed statistical quantum calculations ranging from 5 to 3 000 K, and included reactive collisions ;

• For collisions with molecular hydrogen, which are different whether the molecule is ortho-or para-H 2 , Flower andRoueff (1998, 1999) performed quantum calculations ranging from 100 to 6 000 K, completed by additional transitions from [START_REF] Wan | This work was partially support by Hubble grant HST-AT-13899. We thank Kyle Walkerassistance with vrrmm[END_REF] quantum computations2 between 1 and 10 000 K ;

• For collisions with electrons, the rates are deduced by measurements of excitation cross-sections made by [START_REF] England | A study of the vibrational excitation of H 2 by measurements of the drift velocity of electrons in H 2 -Ne mixtures[END_REF].

They are derived for given temperatures, so an interpolation between the data values is required to compute the rates for any gas temperature. To determine the upwards transition rates, we only need to multiply the downwards rate by the Boltzmann's factor: .13) with ∆E ij the energy separating the i and j levels.

C X ji (T gas ) = C X ij (T gas ) × g i g j exp - ∆E ij k B T gas , ( 9 
Finally, by summing the collision rates with every species, pondered by the density of the species, we obtain the collision transitions matrix C ij :

C ij (T gas ) = X C X ij (T gas ) n(X). (9.14)
With X = H, He, H + , e -, ortho-H 2 , para-H 2 . This matrix also has a null diagonal.

The presence of collisions in the excitation balance tends to populate the levels following a Boltzmann distribution as expected from LTE. If we indeed consider that only the collisions can trigger a transition between two levels, the equilibrium of a level i abundance from Equation (9.7) becomes: (9.15) In this configuration, a local thermal equilibrium is reached whatever the density of the medium, and the solution to such a system is the Boltzmann distribution: .16) with E i the energy of the levels in Kelvin and Z the partition function,

dx i dt = 0 = j C ji x j -x i j C ij .
x i = g i Z × exp - E i T gas , ( 9 
Z = i g i × exp - E i T gas .
(9.17)

Radiative processes lead to a deviation from LTE distribution. Adding the spontaneous emission makes the system depend on the density as collisional transitions start to become comparable to the spontaneous emission rate. There exists a critical density for every level i, above which the population is dominated by collisions, and below which it is dominated by spontaneous emissions.

n crit i = j<i A ij j<i C ij (9.18)
If the gas density is below the critical density, then the level does not follow a Boltzmann distribution at the gas temperature and the excitation temperature ceases to trace the kinetic temperature. Critical densities are usually increasing with the energy of the level, so that for a given gas density the first levels have critical densities below the gas density, they therefore are the only levels to trace the gas temperature.

Conversion on Grains: Upon adsorption of a H 2 molecule on the surface of (usually colder) grains, the molecule OPR tend to be converted to its thermal equilibrium value at the dust temperature. Because of the uncertainty concerning its efficiency [START_REF] Bron | Efficient ortho-para conversion of H 2 on interstellar grain surfaces[END_REF], we do not take this process into account yet.

Excitation at Formation: We take into account formation in excited ro-vibrational levels of the ground electronic state. In the absence of measurements, a way to define the excitation of a nascent H 2 molecule is to make the hypothesis of equipartition of the 4.48 eV released upon formation (see Section 3.3.1). One third of the energy goes into the heating of the grain on which surface the formation of the molecule took place, one third goes into kinetic energy of the molecule, and the remaining third goes into internal energy. Therefore, the excitation energy is usually set to be 1.49 eV. For H 2 formed through the Eley-Rideal mechanism, [START_REF] Sizun | Investigation of ZPE and temperature effects on the Eley-Rideal recombination of hydrogen atoms on graphene using a multidimensional graphene-H-H potential[END_REF] measured that the internal energy is 2.7 eV. As we do not separate between Langmuir-Hinshelwood and Eley-Rideal mechanisms in the current version of the Hydra code, we chose to keep the equipartition hypothesis for now.

From here, there is the problem of how to translate this average energy at formation into a probability distribution of formation among the levels. The levels are usually supposed to follow a Boltzmann distribution in the absence of other prescriptions. The temperature of the distribution is chosen to give the correct average energy and is found by dichotomy. The temperature has to verify:

1.49 eV = i E i g i exp (-E i /T form ) i g i exp (-E i /T form ) . (9.19)
With all of the 302 levels, we find that T form = 8734 K.

Other prescriptions for the level distribution at H 2 formation can also be found in the literature. Hollenbach andSalpeter (1970, 1971); [START_REF] Hunter | The translational and rotational energy of hydrogen molecules after recombination on interstellar grains[END_REF]; [START_REF] Wagenblast | Interpretation of the level population distribution of highly rotationally excited H2 molecules in diffuse clouds[END_REF]; [START_REF] Duley | The formation of H2 on interstellar dust[END_REF] found that H 2 should be ro-vibrationally excited when desorbed from the grain surface. Some other studies find that most of the released energy is distributed to excited vibration energy (Martinazzo and Tantardini, 2006a,b;[START_REF] Bachellerie | Unrestricted study of the Eley-Rideal formation of H2 on graphene using a new multidimensional graphene-H-H potential: role of the substrate[END_REF][START_REF] Sizun | Investigation of ZPE and temperature effects on the Eley-Rideal recombination of hydrogen atoms on graphene using a multidimensional graphene-H-H potential[END_REF][START_REF] Morisset | Quantum wavepacket investigation of Eley Rideal formation of H 2 on a relaxing graphite surface[END_REF][START_REF] Morisset | Role of Surface Relaxation in the Eley-Rideal Formation of H2on a Graphite Surface †[END_REF]. [START_REF] Islam | The formation of vibrationally excited HD from atomic recombination on cold graphite surfaces[END_REF][START_REF] Islam | Formation Pumping of Molecular Hydrogen in Dark Clouds[END_REF]; [START_REF] Latimer | Studies of HD formed in excited vibrational states from atomic recombination on cold graphite surfaces[END_REF] found that the molecules formed on graphite are mainly in v = 3, 4 with small rotational numbers, while [START_REF] Morisset | Wave-packet study of H 2 formation on a graphite surface through the Langmuir-Hinshelwood mechanism[END_REF] found higher vibrational levels. [START_REF] Farebrother | Formation of molecular hydrogen on a graphite surface via an Eley-Rideal mechanism[END_REF]; [START_REF] Meijer | Time-Dependent Quantum Mechanical Calculations on the Formation of Molecular Hydrogen on a Graphite Surface via an Eley-Rideal Mechanism †[END_REF] however derive low vibrational, but high rotational state excitation. On amorphous ices, [START_REF] Takahashi | Product Energy Distribution of Molecular Hydrogen Formed on Icy Mantles of Interstellar Dust[END_REF] conclude that the excitation should mainly be found in v = 7, 8. [START_REF] Tielens | Composition, Structure, and Chemistry of Interstellar Dust[END_REF] discussed on the fact that H 2 could resonantly transfer its internal energy to neighbour chemical species on the surface of the grain before its desorption, so that it is only left mainly in v = 1, 2. [START_REF] Duley | The formation of interstellar H2 on amorphous silicate grains[END_REF] found on amorphous silicate that H 2 is vibrationally excited with v 7 but rotationally cool with J = 0, 1. This last study lead [START_REF] Black | Fluorescent Excitation of Interstellar H 2[END_REF] to model the excitation at formation by a Boltzmann distribution of the population only in the v = 6 ro-vibrational levels. Very peaked repartition of the excitation in specific vibrational states, especially excited ones, may have noticeable impact on the H 2 line intensities, especially for the cascade from those levels to less excited ones [START_REF] Black | Fluorescent Excitation of Interstellar H 2[END_REF][START_REF] Wagenblast | Interpretation of the level population distribution of highly rotationally excited H2 molecules in diffuse clouds[END_REF][START_REF] Bourlot | Infrared Diagnostics of the Formation of H 2 on Interstellar Dust[END_REF][START_REF] Burton | Formation pumping of molecular hydrogen in the Messier 17 photodissociation region[END_REF][START_REF] Wakelam | H 2 formation on interstellar dust grains: The viewpoints of theory, experiments, models and observations[END_REF].

into two sets of ro-vibrational states is not as necessary as it was in the past when using stationary codes such as the Meudon PDR code. However, time-dependent models such as the Hydra PDR code still require to follow only a few levels to maintain a reasonable computing time.

We use the following approximations:

• Inside the L set, we take into account all processes ;

• Between the L set and the E set, we take into account UV absorption leading to the electronic excited state, and fluorescence (spontaneous emission) leading back directly inside L). Collisions can obviously be neglected at reasonable temperatures ;

• Between E and U sets, we only take into account radiative transitions from E to U. This is justified by the fact that we expect the populations in U to be very low compared to those in L, so that the levels of E are dominantly populated by transitions coming from L. We can check this assumption at the end of our approximation ;

• Between U and L sets, we only take into account downwards radiative transitions ;

• Inside E set, we do not take into account any transition processes. This means that fluorescence is supposed to occur much faster than any other process ;

• Inside U set, we only take into account downwards radiative transitions.

We decompose the radiative transition matrix according to this division of state space. All the transitions that are not mentioned are neglected. We note :

• R (L) ij , i, j ∈ L the radiative transition matrix inside set L. From previously we thus have:

R (L) ij = A ij + B ij u ν (ν ij ) for i > j ; B ji u ν (ν ji ) for i < j. (9.20) • R (LE)
ij , i ∈ L, j ∈ E the matrix of radiative transitions from states in L to states in E, excluding the transitions resulting in dissociation (excitation followed by relaxation in continuum). We note p (diss) j the probability that the relaxation leads to dissociation. We thus have:

R (LE) ij = B ij u ν (ν ji ) 1 -p (diss) j . (9.21) • R (EL)
ij , i ∈ E, j ∈ L the matrix of radiative transitions from states in E back to states in L. We thus have: R

(EL) ij = A ij . (9.22) • R (EU ) ij
, i ∈ E, j ∈ U the matrix of radiative transitions from states in E to states in U. We thus have: R

(EU ) ij = A ij . (9.23) • R (U)
ij , i, j ∈ U the radiative transition matrix inside set U. We thus have:

R (U ) ij = A ij + B ij u ν (ν ij ) for i > j ; 0 for i < j. (9.24) • R (U L) ij
, i ∈ U, j ∈ L the matrix of radiative transitions from states in U to states in L. We thus have:

R (U L) ij = A ij + B ij u ν (ν ij ).
(9.25)

The goal of this cascade formalism is to count a chain of transitions (starting form a L state, reaching a E state, and then cascading down by multiple radiative de-excitation through the set U before reaching a L state again) as a single transition from L to L and to compute its rate. We will see that this can be done simply if we neglect upwards transitions during the cascade.

We will call the resulting transition matrix from L to L by cascade transitions

R (Casc) ij
, and compute its values by a simple recurrence.

Let us write first the equilibrium equation for some level i in E taking into account our approximations:

dx i dt = 0 = j∈L R (LE) ji x j -x i   j∈L R (EL) ij + j∈U R (EU ) ij   . (9.26)
We note τ E i the lifetime of the levels. For a level i in E:

∀i ∈ E : (9.28) so that all level populations in E can be computed from the level populations in L only.

τ E i = 1 j∈L R (EL) ij + j∈U R (EU ) ij . (9.27) Thus: ∀i ∈ E : x i = τ E i j∈L R (LE) ji x j ,
Similarly, for any state i in U, we have the equilibrium equation (taking into account our approximations):

0 = F H 2 n(H 2 ) f (U ) i + j∈E R (EU ) ji x j + j∈U j>i R (U ) ji x j -x i   j∈U j<i R (U ) ij + j∈L R (U L) ij   . (9.29)
Again, we have:

∀i ∈ U : τ U i = 1 j∈U j<i R (U) ij + j∈L R (U L) ij , (9.30) so that: ∀i ∈ U : x i = τ U i   F H 2 n(H 2 ) f (U) i + j∈E R (EU ) ji x j + j∈U j>i R (U ) ji x j   (9.31)
By incorporating Equation (9.28) in Equation ( 9.31), we can derive that:

∀i ∈ U : x i = τ U i   F H 2 n(H 2 ) f (U) i + j∈E R (EU) ji τ E j k∈L R (LE) kj x k + j∈U j>i R (U) ji x j   (9.32)
For the highest level m in U:

x m = τ U m F H 2 n(H 2 ) f (U) m + τ U m j∈E R (EU ) jm τ E j k∈L R (LE) kj x k (9.33)
which depends only on the x k in L. From there, we can express the populations of all levels in U by recurrence. We thus write:

∀i ∈ U : x i = F H 2 n(H 2 ) K i + j∈L M ji x j (9.34)
with the cascade matrix M ji (representing transitions from L to U through UV pumping, fluorescence and radiative cascade) and the vector K i (representing formation of H 2 in levels j ≥ i reaching level i by radiative cascade) defined by the downwards recurrence relations: (9.35) and: (9.36) and for (9.37) and:

∀i ∈ U, i < m : M ji = k∈E τ U i τ E k R (LE) jk R (EU ) ki + τ U i k∈U k>i R (U) ki M jk ,
M jm = k∈E τ U m τ E k R (LE) jk R (EU ) km ,
K i : ∀i ∈ U, i < m : K i = τ U i f (U ) i + τ U i j∈U j>i R (U ) ji K j ,
K m = τ U m f (U) m . (9.38)
Finally, we write the evolution equation for any state i in L:

dx i dt = F H 2 n(H 2 ) f (L) i -x i + x i   j x j d j -d i   + j∈L (R (L) ji + C ji + U ji + E ji )x j + F H 2 n(H 2 ) j∈U K j R (U L) ji -x i   j∈L R (L) ij + C ij + j∈E R (LE) ij   . (9.39) with : U ji = k∈U M jk R (U L) ki . (9.40) and E ji = k∈E τ E k R (LE) jk R (EL)
ki .

(9.41)

We again define the characteristic evolution time scale:

∀i ∈ L : τ L i = 1 -F H 2 n(H 2 ) + j x j d j -d i + j∈L R (L) ij + C ij + j∈E R (LE) ij .
(9.42)

The final system of linear equations that we will solve to compute the level populations is then:

∀i ∈ L : x i = F H 2 n(H 2 ) f (L) i + F H 2 n(H 2 ) j∈U K j R (U L) ji + j∈L (R (L) ji + C ji + U ji + E ji )x j τ L i . (9.43)
Photo-dissociation of H 2 During Fluorescence: When an excited electronic state relaxes into the ground state, there is a 10-15% probability of photo-dissociation (relaxation in the continuum, followed by dissociation). We only take into account this dissociation probability occurring after pumping from a level i in the L set to a level j in the E set. The dissociation probability from each j level p (diss) j was computed in Abgrall et al. (1993a,b). The destruction rate for a level i, d phot i is then the sum of the rates of each UV pumping transition from level i weighted by the dissociation probabilities from the electronic level reached by the transition:

d phot i = j∈E B ij u ν (ν ji )p (diss) j .
(9.44)

The total photo-dissociation rate P H 2 of the H 2 molecule used when computing the chemical evolution is then:

P H 2 = n H 2 i x i d phot i .
(9.45)

Implementing the Excitation in the Hydra PDR Code

We implemented the excitation of H 2 in the Hydra PDR code, which we have described in Chapter 5, along with the other changes made to the code.

The excitation of H 2 is not independent from the other sections of the code, because it depends on the gas temperature and the densities of some species (computed during the thermo-chemical step, see Figure 5.3) as well as the radiation field (computed during radiative transfer). Furthermore, the excitation provides the photo-dissociation rate of H 2 which plays a major role in chemistry and in the PDR structure. Because of this, the level populations should ideally be computed at each sub-step of the computation of the chemical and thermal evolution. But, in order to limit the computation time, we compute the excitation of H 2 and the photo-dissociation rate only once per global time step, when computing the radiative transfer. However, the rate of heating or cooling by H 2 is estimated by simple approximations that do not consider the computed H 2 level populations. This rate is computed at each chemical sub-steps and is thus always fully up-to-date with the sub-step evolution of the gas temperature and chemical abundances.

We synthesize on Figure 9.3 the structure of the code, separated between an initialization step where as much pre-computations as possible are completed, and then the call of the H 2 excitation function. The different steps are detailed with the names of the called functions if necessary, along with each step tasks.

Validation of H 2 excitation in Hydra

We tested our implementation of the computation of H 2 excitation in Hydra in different situations.

will evolve in time and position):

E ji = t∈T (j→E) S Casc it u ν (ν t ) (9.47) with S Casc it = τ E up(t) B low(t) up(t) 1 -p (diss) up(t) A up(t) i (9.48)
where T (j → E) is the set of UV pumping transitions from level j (in L) to any level in E, up(t) is the level in E reached by the transition t, and low(t) the level in L from which transition t arises. This matrix S Casc can be computed once at the beginning of the model, and when the E matrix is needed, we only have to perform a matrix vector product with N L × N E lines ≃ 1.1 × 10 7 iterations, which is an order of magnitude smaller than the previous computation.

Spatial Grid Refinement on H 2 Levels

As explained in Section 5.4.1, we introduced a spatial grid refinement procedure in the Hydra code to follow strong gradients more precisely. This refinement is based on quantities related to radiative transfer such as H 2 shielding or photo-ionization rates. With the addition of the computation of H 2 populations, as the local intensity in the pumping lines depends on the column densities of the individual levels of H 2 , we need to also consider the H 2 level populations in the criteria to refine the grid. Indeed, vibrational levels such as v = 1, J = 0 are mainly populated at the edge of the slab of gas where the spatial resolution may be insufficient. We thus added the densities of the levels as refinement parameters with refinement threshold of 0.2 and merging threshold of 5 × 10 -3 . Figure 9.11 shows an example of refinement on H 2 levels. We can see that the addition of refinement on H 2 levels allow to better follow the population of v = 1, J = 0 for example. The activation of refinement on H 2 levels here added 32 cells (from 581 cells to 613) where they were most needed. It only changes in a very limited way the profile of H 2 (and thus also H), especially after the first "elbow".

Pre-convergence Strategy

The time step in Hydra is proportional to the size of the smallest cell in the grid (see Chapter 5). Therefore, too much spatial refinement can decrease the time step making the total computing time excessively long. This is even more the case when the H 2 excitation is solved and contributes to the refinement of the grid.

In the work of this thesis, we have focused on pure advection models to study the effect of the IF propagation on the H 2 line intensities. In these models, the hydrodynamics is deactivated and replaced by a constant advection velocity. With this setting, it is the stationary state reached at the end of the evolution that is relevant. To solve the computing time issue, we can thus activate the refinement based on H 2 level populations only after we reach 50 % of the final time needed for convergence to the stationary state. Most of the physical quantities will not evolve much during the last 50 % of the time. Indeed, we saw on an example in Section 9.5.2 that the densities are not changed much by the refinement, so the stationary state will not be much disrupted by the refinement. Of course, because the 50 % used are arbitrary, we must check for each model that a new pseudo-stationary state is indeed reached upon reaching t end . This pre-convergence system that we implemented can be used in pair together with the restart of a pre-computed model in order to first converge a model with only the < 0.1), the advection velocity was too small to significantly change the position of the H/H 2 transition. The excitation diagrams are thus very similar and can only increase the intensity of the lines by a factor 1.2 at best (for G (2π) 0

/n H = 0.01 with the highest advection velocity out of the four). The H 2 lines that are excited by UV-pumping are however not expected to be drastically increased by advection effects. Indeed, in the regime where G (2π) 0

/n H 0.01, Sternberg et al. (2014) discussed that up to the H/H 2 transition, the main source of extinction in the H 2 lines comes from H 2 itself rather than dust. The total energy transferred from the radiation field to H 2 excitation is already at maximum capacity, no extra energy can be drawn from what is absorbed by dust because it already is negligible compared to what is absorbed by H 2 . The column density of UV-pumped levels are thus not expected to be increased by a significant amount. This interpretation also allow us to understand the behaviour of the G (2π) 0

/n H = 0.1 models, for which the extinction of the radiation field in the H 2 lines is dominated by dust. Bringing the H/H 2 transition closer to the edge reduces the column density of dust between the fronts, so that the corresponding energy that would have been absorbed by dust is instead used to UV-pump the H 2 molecule, therefore increasing the column density in vibrationally excited levels. Such a behaviour is also observed in the two other models which have G (2π) 0

/n H = 1, except when the advection velocity is of 3 km/s. For this velocity, we see a reduction of the amount of excited H 2 instead of an increase, but this could be a consequence of the resolution issue as the transition is very steep. This should be explored again after solving the resolution issues that we discussed above.

In conclusion, with those models, and even considering the impact of the resolution issues discussed above, we can still observe that , as expected, in low excitation PDRs such as the Horsehead (n H = 10 4 cm -3 and G (2π) 0 = 10 2 ), an increase of the intensity of levels pumped by UV is unlikely, while it could be more significant (up to a factor 4-6) in high excitation PDRs such as the Orion Bar (n H = 10 5 cm -3 and G (2π) 0 = 10 4 ). In Chapter 8 we found that H 2 lines excited through UV-pumping and fluorescence are easily reproduced by static Meudon PDR models. However, to reproduce consistently the parts of the excitation diagram excited by collisions and UVs was the most challenging.

Chapter 10

Global Conclusions

With the recent observational developments, (e.g. CO rotational lines by Herschel, SH + with ALMA), Joblin et al. (2018) and Goicoechea et al. (2016Goicoechea et al. ( , 2017) ) revealed that to match the observations, high thermal pressures, of the order of 10 8 K cm -3 , were needed in PDRs like the Orion Bar or NGC 7023. This high pressure was strongly correlated to the incident UV radiation field intensity G 0 , showing that higher pressures are found with stronger fields. Only dynamical processes can sustain this kind of pressure gradient. By modeling a photo-evaporating PDR edge with the hydrodynamical Hydra PDR code, [START_REF] Bron | Photoevaporating PDR models with the Hydra PDR Code[END_REF] reproduced both the high thermal pressures and the correlation.

The purpose of this thesis focused on the modeling of those photo-evaporating regions to explore, apart from its impact on the thermal pressure, how the PDR structure is changed by the dynamics in the point of view of the chemistry and the tracers, and to search for other observable signatures of these dynamical effects. Indeed, the upcoming observations of the JWST will provide high spatial resolution and many ro-vibrational lines of H 2 . The dynamical effects from photo-evaporation on the PDRs will probably show up in those observations and we aim to prepare the modeling tools necessary for their interpretation.

With the erosion of the neutral material, the boundary between the ionized and neutral media, the IF, advances into the gas. The velocity of the IF has been thoroughly studied by Kahn (1954) and [START_REF] Axford | Ionization Fronts in Interstellar Gas: The Structure of Ionization Fronts[END_REF]. Furthermore, its impact on the chemical structure of the PDR was studied by [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF] and Störzer and Hollenbach (1998). We thus first aimed to continue this line of studies by extending the analytical theory of the H/H 2 transition of Sternberg et al. (2014), which was limited to a static situation, to include the propagation of the IF.

We thus built a semi-analytical model where, in the frame of reference of the IF, an advection term brings H 2 molecules closer to the edge of the PDR. We found that with physically consistent values of IF velocity, the advection can noticeably change the position of the H/H 2 transition by bringing it closer to the IF. If the IF velocity exceeds a certain threshold, it is even possible for the H/H 2 transition to merge with the IF as was first derived by [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF]. We updated the merging criterion by taking into account the non-zero width of the H/H 2 transition. H 2 self-shielding then induces a curving of the merging boundary in the G 0 /n H -v IF space, which allows the low-excitation PDRs to have merged fronts with a lower velocity than previously thought. We derived expressions for the reduction in total atomic hydrogen column 207 density compared to the static model of Sternberg et al. (2014), for both dissociated and merged fronts, as well as for the merging criterion (including metallicity). By confronting observational estimates of the physical parameters of PDRs illuminated by O stars to the fronts merging criterion, we noticed two things:

• High-excitation PDRs such as the Orion Bar seem to align onto the D-critical ionization front velocity around 1 km/s, so are kept quite far from the merging criterion. The total atomic hydrogen column density as well as the width of the atomic region are still expected to be moderately reduced ;

• Low-excitation PDRs such as the Horsehead are aligned close to the merging boundary in the G 0 /n H -v IF space, which might also seems to act as a saturation of the IF velocity. They are the PDRs expected to display the strongest dynamical effects.

One of the main consequences of the dynamical effects is therefore the reduction of the size of the atomic zone that can even disappear, leading to a direct transition from the H ii region to the molecular gas. Such effects are important to understand in order to interpret high-resolution observations of the JWST. This very question emerged with the new high-resolution ALMA observations of CO in the Horsehead, where we see CO very close to the DF and IF. We asked ourselves if the positions of the C/CO transition deduced from those observations and of the H/H 2 transition deduced from H 2 emission [START_REF] Habart | Density structure of the Horsehead nebula photo-dissociation region[END_REF] could trace such dynamical effects. We thus compared the size of the various layers measured in the observations to those predicted by stationary models to see if any inconsistencies appear. [START_REF] Habart | Density structure of the Horsehead nebula photo-dissociation region[END_REF] showed that there probably is a strong density gradient at the edge of the Horsehead and they proposed a density profile. We showed that the density profiles proposed by [START_REF] Habart | Density structure of the Horsehead nebula photo-dissociation region[END_REF] and [START_REF] Guzmán | H 2 CO in the Horsehead PDR: photo-desorption of dust grain ice mantles[END_REF] are not compatible with the new observations. Their scale lengths are too large compared to the distances measured in the new ALMA observations. To the contrary, we showed that stationary isobaric models, that also present a natural density gradient, are compatible with the observations. The observed distance between the H/H 2 transition and the IF is found to be very small and only an upper limit can be derived from the observations, while the measured distance between the C/CO transition and the IF is found to be resolved. We found that the most constraining one is the C/CO-IF distance. Most of our models were compatible with the H/H 2 -IF distance. We found that stationary PDR models with thermal pressures between 3.7 -9.2 × 10 6 K cm -3 are compatible with the C/CO-IF distance measured in the ALMA observations of the Horsehead. These pressures are consistent with the value of 4 × 10 6 K cm -3 estimated by [START_REF] Habart | Density structure of the Horsehead nebula photo-dissociation region[END_REF]. In the end, and because the position of the H/H 2 transition deduced from observations was only an upper value, it was not possible to discriminate between stationary and dynamical models which would give even smaller atomic region width. To see the difference would require to have a spatial resolution increased by 100 compared to the one of ALMA or of the JWST. The effects of dynamics should thus be searched for in the intensity of emission lines rather than in their spatial distribution for low excitation PDRs.

In preparation for the JWST, which gives access a large number of ro-vibrational H 2 lines at high spatial resolution, we confronted the Meudon PDR code to the recent IGRINS observations of [START_REF] Kaplan | A Near-infrared Survey of UV-excited Molecular Hydrogen in Photodissociation Regions[END_REF]. This ground-based instrument detected many H 2 ro-vibrational up to v = 14. Our goal was to determine whether our stationary PDR code succeeds to explain the intensities of these H 2 lines, or whether any discrepancy can be found, that might be signatures of dynamical effects. We found that, globally, our models reproduce quite well the observations. We identified that a key update of the Meudon PDR code that allowed such a good match for high v levels was the update of the H 2 collision rates with those of [START_REF] Bossion | Ro-vibrational excitation of H 2 by H extended to high temperatures[END_REF] and those of [START_REF] Wan | Collisional Quenching of Highly Excited H 2 due to H 2 Collisions[END_REF], which include collisions rate for highly excited vibrational levels. Their inclusion leads to a mainly collisional cascade in the conditions of the Orion Bar PDR, and to reduced populations in high v, J levels compared to a radiative cascade scenario (as happens in the conditions of the Horsehead PDR). Our analysis also showed that the published IGRINS data do not help to better constrain the physical conditions. Indeed, the domain of parameters (P th , G 0 ) that can reproduce the observations are often quite large. A part of the reason is that [START_REF] Kaplan | A Near-infrared Survey of UV-excited Molecular Hydrogen in Photodissociation Regions[END_REF] provides H 2 line ratios and not absolute line intensities that could better help to constrain the physical conditions. However, a few difficulties arose in this comparison, in particular for the Orion Bar, for which we were unable to reproduce at the same time the v = 1 lines and those arising from levels with v ≥ 2. This may point towards dynamical effects that could affect H 2 excitation in some conditions.

To get a hydrodynamical PDR code able to interpret the observations of H 2 lines in PDRs by the JWST, we implemented the excitation of H 2 in the Hydra PDR code. This implied many upgrades in the code. First, to make the code more robust yet still computationally efficient despite the addition of H 2 level populations as variables, we have completely redesigned the spatial grid by adding an adaptive refinement module. I also extended the frequency-dependent radiative transfer computation (initially limited to the EUV domain) to the IR to FUV domain. Thanks to this, photo-reaction rates are now computed more accurate, using wavelength-dependent cross sections. Finally, I implemented the computation of the H 2 level excitation coupled to the chemistry module so that the H 2 photo-dissociation rate is computed considering UV-pumping rate in individual lines. This new version of the Hydra PDR code has been tested on several toy models. By using uniform density and constant advection models in which the IF is punctual, we found that in low-G 0 /n H PDRs such as the Horsehead, the displacement of the H/H 2 transition by dynamics towards the edge of the PDR should not have a strong impact on H 2 lines populated by UV-pumping. Indeed, Sternberg et al. (2014) found that for such PDRs, the absorption of UV photons is dominated by H 2 Lyman and Werner transitions. So, the UV-pumping mechanism is already saturated to its maximal efficiency. However, in high-G 0 /n H PDRs, the absorption of UV photons is dominated by dust. So bringing the H/H 2 transition closer to the IF reduces the dust column density between the fronts. The UV photons are then absorbed by H 2 instead of dust, leading to stronger UV-pumped H 2 lines. By normalizing this effect to a line from the UV-pumped set, as done with IGRINS lines, the relative strength of the lines excited by collisions could be decreased, thus solving the overestimation of v = 1 lines when modeling IGRINS lines with the static Meudon PDR code. The inclusion, in the future, of a non-punctual IF and the EUVs in constant advection models, we could bring some H 2 in a region where the photo-ionization heating is very efficient with a consequently high temperature, which could affect the intensity of the lines arising from collisionallypopulated levels.

The natural continuation of this thesis will be the interpretation of the JWST observations with the Meudon PDR code and Hydra. Hydra has still some limitations such as the spatial grid refinement. The code should be optimized to reduce the compu-tation time that limits the usage of the code and the production of large grids of models that could be used to compare to observations. Especially, solving the H 2 excitation takes much of the computation time even with the optimizations already made. To solve this issue, we imagined a two-step convergence system to reach a stationary state with a first step solving the H 2 excitation with a low number of levels until reaching a stationary state, followed by a second step with all of the H 2 bound levels, but further optimization of the code will be required.

Other estimates of this mean field were obtained through observations [START_REF] Hayakawa | Diffuse Component of the Cosmic Far UV Radiation and Interstellar Dust Grains[END_REF][START_REF] Belyaev | Measurements of Ultraviolet Radiation from Automatic Interplanetary Stations "Venera-5" and "Venera-6[END_REF][START_REF] Henry | Far-ultraviolet studies. II. Galactic-latitude dependence of the 1530 Å interstellar radiation field[END_REF] or by theoretical estimates following Habing (1968) in his procedure [START_REF] Witt | The Interstellar Radiation Density Between 1250 and 4250 A[END_REF]Jura, 1974;[START_REF] Gondhalekar | The Interstellar Ionization Balance due to Ultraviolet Radiation[END_REF]. These works were used by [START_REF] Draine | Photoelectric heating of interstellar gas[END_REF] to obtain, through a regression, an analytical formula approximating the ISRF between 912 and 2500 Å. The formula for the photon flux F is averaged on the angles, and is: F (E) = 1.658 × 10 6 E -2.152 × 10 5 E 2 + 6.919 × 10 3 E 3 photon cm -2 s -1 sr -1 eV -1 , (B.2) with E = hν in eV. On a side note, this expression requires great care when using alternate versions with frequency or wavelength, or by looking at alternate quantities like energy density. A small approximation can lead to large errors as was shown in [START_REF] Roberge | Photoionization and photodissociation in diffuse interstellar clouds[END_REF] where their expression lacks significant figures and ends up being wrong. To derive the equivalent radiation field energy density, one should apply the following transformation:

u λ = 4π c [cm s -1 ] × h [erg s] c [Å s -1 ] λ [Å] × h [eV s] c [Å s -1 ] (λ [Å]) 2 × F (E) erg cm -3 Å -1 , (B.3)
where h is Planck's constant and c is the celerity of light in vacuum.

More observational estimates of the UV ISRF came after this paper, most notably [START_REF] Henry | Far-ultraviolet studies. VII -The spectrum and latitude dependence of the local interstellar radiation field[END_REF] or [START_REF] Gondhalekar | Observations of the interstellar ultraviolet radiation field from the S2/68 sky-survey telescope[END_REF].

The third estimate of the UV ISRF that we discuss is the one derive by Mathis et al. (1983). In this paper, the ISRF is estimated with a dependence on the distance D G to the center of the Galaxy. Table B.2: UV ISRF energy density as derived by Mathis et al. (1983) at 5 kpc from the galactic center, and at 10 kpc, meaning in the solar vicinity. For solar vicinity, where D G = 10 kpc, the Mathis et al. (1983) field is composed of three power-law segments:

λ u λ =     
2.373 × 10 -14 × (λ [µm]) -0.6678 erg cm -3 1340 < λ < 2500Å, 6.825 × 10 -13 × (λ [µm]) erg cm -3 1100 < λ < 1340Å, 1.287 × 10 -9 × (λ [µm]) 4.4172 erg cm -3 910 < λ < 1100Å. that is why the [START_REF] Draine | Photoelectric heating of interstellar gas[END_REF] is usually the field integrated first. Between 6 and 13.6 eV, the integral of the [START_REF] Draine | Photoelectric heating of interstellar gas[END_REF] photon flux given in Equation (B.2) yields 1.547 × 10 7 photon cm -2 s -1 sr -1 , which integrated over 4π sr and multiplied by the mean energy of a photon in this range (1.407 × 10 -11 erg = 8.78 eV) gives 2.728 × 10 -3 erg cm -2 s -1 . To finally determine the integral of the Habing (1968) field, we make the assumption that the 1.705 factor found at 1000 Å and representative of the 11.9-13.6 eV (or 912-1110 Å) range is still applicable to the entire 6-13.6 eV range. The energy flux of the Habing (1968) field is therefore 1.6 × 10 -3 erg cm -2 s -1 , converted to an energy density of 5.337×10 -14 erg cm -3 after a division by c, or 5.29×10 -14 erg cm -3 in Draine (2011b).

An integration of the Habing (1968) energy density between 11.9 and 13.6 eV only was at the base of another definition of χ that we can find in [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF]. It also requires to first integrate the [START_REF] Draine | Photoelectric heating of interstellar gas[END_REF] From here, we again use the conversion factor of 1.705 to return to the Habing (1968) field, and divide this new value by the average energy of a photon in this range, taken at the average of the bounds wavelengths λ = (912 + 1110)/2 = 1011 Å in order to find the photon flux:

F ISRF = 1 1.705 c × 1110 Å 912 Å u D78 λ dλ hc/λ = 1.213 × 10 7 photon cm -2 s -1 , (B.7)
which is indeed the value of photon flux found in [START_REF] Timmermann | H_2_ infrared line emission from S 140: a warm PDR[END_REF]; [START_REF] Bertoldi | Nonequilibrium Photodissociation Regions: Ionization-Dissociation Fronts[END_REF]. In their papers, they define χ as a scaling factor of this flux.

In Sternberg (1988); Sternberg andDalgarno (1989, 1995) the χ factor is defined as a scaling factor affecting the entire [START_REF] Draine | Photoelectric heating of interstellar gas[END_REF] field. therefore, as it does not depend on angle or wavelength, an integration of the resulting scaled field would just be a scaling factor on the integral of the [START_REF] Draine | Photoelectric heating of interstellar gas[END_REF] field. Its value is hence 1 in the case of the [START_REF] Draine | Photoelectric heating of interstellar gas[END_REF] field, and 1/1.705 in the case of the same field scaled down to the Habing (1968) field (assuming again that the 1.705 conversion factor is representative in the 6-13.6 eV range).

In Madden et al. (1993), the field is defined to be scaled by the χ UV /χ 0 ratio, also written χ/χ 0 farther into their paper. The χ UV parameter has units of intensity, and so does χ 0 . They found that by integrating the [START_REF] Draine | Photoelectric heating of interstellar gas[END_REF] field between 6.2 and 13.6 eV (or 912 -2000 Å), the χ 0 normalizing parameter is equal to 2 × 10 -4 erg cm -2 s -1 sr -1 , which, when integrated over the angle (4π) gives 2.5 × 10 -3 erg cm -2 s -1 . This latter value is reminiscent of the 2.728 × 10 -3 erg cm -2 s -1 found when integrating over 6 -13.6 eV. If we consider that this difference of integration bounds is negligible, then the χ UV /χ 0 ratio is the same thing as the χ parameter used by Sternberg (1988); Sternberg andDalgarno (1989, 1995).

The G 0 parameter is defined, in Tielens and Hollenbach (1985a); [START_REF] Hollenbach | Photodissociation regions in the interstellar medium of galaxies[END_REF] as "the FUV field measured in units of the equivalent Habing (1968) flux of 1.6 × 10 -3 erg cm -2 s -1 appropriate to the average interstellar medium". This value was derived above. It appears in the computation of the dissociation rate of H 2 , so that the unshielded (at the edge of an optically thick PDR) dissociation probability for an H 2 molecule is G 0 × 4 × 10 -11 s -1 . In some papers, like Goldshmidt and Sternberg 1995) or Sternberg et al. (2014), the radiation field intensity parameters χ or G 0 (or I UV ) may have the limited role of scaling factor of the dissociation probability. In order to conserve the physical behaviours and conclusions of these papers, we may want to equate their definition of the dissociation probability with another one. For example, in [START_REF] Goldshmidt | Time-dependent Fluorescent H 2 Emission[END_REF], they use χ as a scaling factor of the FUV radiation field to have the following H 2 dissociation probability at the edge of the cloud: χ D 0 with D 0 = 5 × 10 -11 s -1 . We may want to define G 0 so that the probability is G 0 P 0 with P 0 = 3.3 × 10 -11 s -1 . Equating those two probabilities yields G 0 = (D 0 /P 0 ) χ = 1.515 × χ.

In Sternberg et al. (2014), I UV is defined using the same idea as above, as a scaling factor intervening both in the radiation field and the H 2 photo-dissociation probability so that for an isotropic [START_REF] Draine | Photoelectric heating of interstellar gas[END_REF] field scaled by I UV , we get D 0 = I UV × 5.8 × 10 -11 s -1 . However, I UV and D 0 are defined in such a manner that if there is a PDR blocking half of the isotropic field, I UV does not change and it is the dissociation probability that is defined to absorb the factor 2. So, in a full 4π free space, D 0 = I UV × 5.8 × 10 -11 s -1 , but at the edge of a PDR, illuminated only by half of the space, D(0) = D 0 /2 = I UV ×2.9×10 -11 s -1 . I UV is moreover defined using the energy density, so that for a beamed field yielding the same energy density at the edge, I UV is the same.

In [START_REF] Draine | Physics of the Interstellar and Intergalactic Medium[END_REF], G 0 is defined as the following integral: Just like I UV , this definition of G 0 is based on the energy density, therefore, if different radiation fields, no matter their spatial distributions (isotropic, beamed, ...) yield the same value of energy density, then G 0 is the same. However, and differing from I UV on this property, if half of the radiation is blocked by an optically thick cloud, the value of G 0 will be divided by 2. Therefore, in a full free space illuminated by the isotropic [START_REF] Draine | Photoelectric heating of interstellar gas[END_REF] field, G 0 = 1.705 Habing units. If an optically thick slab of gas is inserted into that field, the resulting G 0 will only be 0.853 Habing units. Indeed, the Habing normalizing unit is kept as it is whatever the geometry.

We therefore define G (4π) 0 which is the ISRF integrated over the full 4π, and G (2π) 0 integrated only on 2π. Apart from a factor of 2 between the two, for a PDR, they represent the exact same field, as in the case of G (4π) 0 half of it will be blocked anyway. Using G (4π) 0 when dealing with this kind of geometry does not add information and only introduces a possible confusion on what effectively arrives at the edge of the cloud.

In [START_REF] Maillard | Dynamical effects of the radiative stellar feedback on the H I-to-H 2 transition[END_REF], G 0 is defined with the energy density, just like [START_REF] Draine | Physics of the Interstellar and Intergalactic Medium[END_REF], and as we look at PDRs, we use G 0 at the edge of clouds, hence for a half-free 
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  modelled the time-dependent chemical and thermal structure of a PDR in the presence of an advancing IF with velocity v IF . They also proposed a simple analytical criterion discriminating whether the IF and DF are merged or not by comparing the photodissociation time scale t diss of an H 2 molecule to the time scale t flow for a molecule to be advected from the DF to the IF.

Table 5 .

 5 1: Ionization cross sections from Table7.2 in[START_REF] Tielens | The Physics and Chemistry of the Interstellar Medium[END_REF] to use in Equation (5.36).

	Species ν T [cm -1 ] H 1.097 × 10 5 6.30 × 10 -18 2.99 1.34 a b σ T [cm -2 ] He 1.983 × 10 5 7.83 × 10 -18 2.05 1.66 C 9.090 × 10 4 1.20 × 10 -17 2.00 3.32 O 1.098 × 10 5 2.94 × 10 -18 1.00 2.66 O 1.363 × 10 5 3.85 × 10 -18 1.50 4.38 O 1.500 × 10 5 2.26 × 10 -18 1.50 3.84

  -, H, H + , H 2 , H + 2 , H + 3 , He, He + , C, C + , O, O + , Fe, Fe + , Mg, Mg + , Na, Na + , CH, CH + , CH 2 , CH + 2 , CH + 3 , OH, OH + , H 2 O, H 2 O + , H 3 O + , CO, CO + , HCO + , HOC + . The chemical reactions network includes 213 reactions. The chemical network can be found as a table in Appendix C. One of the reasons of this extension of the chemical network was the study made by

Table 8 .

 8 1: First H 2 line intensities for the PDRs (normalized to the 4-2 O(3) line). The NGC 7023A observations are taken from Le et al. (2017) and are normalized to the 4-2 O(3) line. The other PDRs observations are all from Kaplan et al. (2021).

	Line name	NGC 7023A	Orion Bar	Horsehead	IC 63	NGC 2023	S140
	1-0 Q(1)	6.043 ± 0.081	23.334 ± 2.065	5.288 ± 0.475	5.229 ± 0.630	7.910 ± 0.853	4.357 ± 0.446
	1-0 Q(2)	1.980 ± 0.055	5.539 ± 0.492	3.131 ± 0.283	2.276 ± 0.275	2.640 ± 0.285	2.412 ± 0.248
	1-0 S(0)	1.555 ± 0.034	5.208 ± 0.425	3.061 ± 0.254	2.111 ± 0.246	2.371 ± 0.243	2.169 ± 0.210
	1-0 S(1)	3.632 ± 0.050	15.214 ± 1.177	4.082 ± 0.322	4.336 ± 0.494	5.402 ± 0.536	3.740 ± 0.348
	1-0 Q(3)	3.206 ± 0.082	10.160 ± 0.905	2.890 ± 0.262	2.825 ± 0.341	3.414 ± 0.370	2.387 ± 0.246
	1-0 Q(4)	1.087 ± 0.037	2.506 ± 0.225	1.371 ± 0.126	1.092 ± 0.132	1.211 ± 0.132	1.114 ± 0.115
	1-0 S(2)	1.566 ± 0.039	4.225 ± 0.310	2.363 ± 0.177	-	2.135 ± 0.205	1.922 ± 0.172
	1-0 S(3)	-	8.835 ± 0.617	2.632 ± 0.189	3.285 ± 0.358	4.124 ± 0.383	2.438 ± 0.210
	1-0 Q(6)	-	-	0.573 ± 0.074	0.475 ± 0.060	0.466 ± 0.052	0.396 ± 0.042

Table B .

 B 3: G 0 or χ low energy border definitions found in literature. λ > 912 Å, E < 13.6 eV and ν < 3.288 × 10 15 Hz. Source 1110 Å 11.17 eV 2.701 × 10 15 Hz Bertoldi and Draine (1996) 1108 Å 11.19 eV 2.706 × 10 15 Hz Sternberg et al. (2014); Maillard et al.

	λ <	E >	ν >	
				(2021)
	2066 Å	6 eV	1.451 × 10 15 Hz	Tielens and Hollenbach (1985a); Draine (2011b); Tielens (2005)
	2400 Å	5.17 eV	1.249 × 10 15 Hz	Habing (1968); Le Petit et al. (2006)
	2480 Å	5. eV	1.209 × 10 15 Hz	Draine (1978)

Table C .

 C 1: Table of chemical reactions included in the base network of the Hydra PDR code -part 1.

	R 1	R 2	P 1	P 2	P 3	Type	α	β	γ	T min	Tmax
	H	-	H+	e-	-	1001	6.300E-18	2.990E+00 1.0970E+05	-	1.34
	H+	e-	H	-	-	701	2.590E-13	0.890E+00	1.7300E-13	0.9	-
	H	H	H2	-	-	301	3.000E-17	0.000E+00 0.0000E+00	-	-
	H	H	H2	-	-	5	4.000E-27	0.000E+00	0.0000E+00		100
	H2	-	H	H	-	1002	0.000E+00	0.000E+00 0.0000E+00	-	-
	CO	-	C	O	-	1003	0.000E+00 0.000E+00 0.0000E+00	-	-
	He	-	He+	e-	-	1001	7.930E-18	2.050E+00 1.9830E+05	-	1.66
	C	-	C+	e-	-	1001	1.220E-17	2.000E+00 0.9090E+05	-	3.32
	O	-	O+	e-	-	1001	2.940E-18	1.000E+00	1.0980E+05	-	2.66
	O	-	O+	e-	-	1001	3.850E-18	1.500E+00	1.3630E+05	-	4.38
	O	-	O+	e-	-	1001	2.260E-18	1.500E+00	1.5000E+05	-	4.31
	O+	-	O+2	e-	-	1001	7.320E-18	2.500E+00 2.8360E+05	-	3.84
	C+	-	C+2	e-	-	1001	4.600E-18	3.000E+00 1.9700E+05	-	1.95
	He+	e-	He	-	-	701	2.500E-13	6.700E-01	0.0000E+00	-	-
	C+	e-	C	-	-	701	4.660E-13	6.200E-01	0.0000E+00	-	-
	O+	e-	O	-	-	701	3.310E-13	6.800E-01	0.0000E+00	-	-
	C+	e-	C	-	-	702	1.840E-13	0.000E+00 0.0000E+00	-	-
	O+	e-	O	-	-	702	7.620E-14	0.000E+00 0.0000E+00	-	-
	H	-	H+	e-	-	1	4.600E-01	0.000E+00 0.0000E+00	-	-
	H2	-	H2+	e-	-	1	9.600E-01	0.000E+00 0.0000E+00	-	-
	H2	-	H+	H	e-	1	4.000E-02	0.000E+00	0.0000E+00	-	-
	H2	-	H	H	-	1	1.000E-01	0.000E+00 0.0000E+00	-	-
	C	-	C+	e-	-	1	1.800E+00 0.000E+00	0.0000E+00	-	-
	O	-	O+	e-	-	1	2.800E+00	0.000E+00 0.0000E+00	-	-
	CO	-	CO+	e-	-	1	3.000E+00 0.000E+00 0.0000E+00	-	-
	C	-	C+	e-	-	2	6.390E+02 0.000E+00	0.0000E+00	-	-
	CH	-	C	H	-	2	9.160E+02 0.000E+00 0.0000E+00	-	-
	OH	-	O	H	-	2	6.350E+02 0.000E+00 0.0000E+00	-	-
	H2O	-	OH	H	-	2	1.220E+03 0.000E+00 0.0000E+00	-	-
	CO	-	C	O	-	2	2.620E+02 1.170E+00 0.0000E+00	-	-
	Fe	-	Fe+	e-	-	2	1.880E+03 0.000E+00	0.0000E+00	-	-
	Mg	-	Mg+	e-	-	2	1.660E+02 0.000E+00 0.0000E+00	-	-
	Na	-	Na+	e-	-	2	2.130E+01 0.000E+00 0.0000E+00	-	-
	CH+	-	C	H+	-	2	1.760E+02 0.000E+00 0.0000E+00	-	-
	H	OH	O	H2	-	3	6.990E-14	2.800E+00 1.9500E+03		2500
	H	H2O	H2	OH	-	3	3.190E-10	0.000E+00 1.0551E+04		3000
	H	CH	C	H2	-	3	1.240E-10	2.600E-01	0.0000E+00	10	500
	H2	C	CH	H	-	3	2.350E-10	5.400E-01	1.1594E+04	10	500
	H2	O	OH	H	-	3	3.520E-13	2.600E+00	3.2410E+03		3532
	H2	OH	H	H2O	-	3	2.220E-12	1.430E+00	1.7510E+03		3000
	C	OH	CO	H	-	3	1.000E-10	0.000E+00 0.0000E+00	10	500
	CO	H	C	OH	-	3	4.850E-09	-2.100E-01	7.7858E+04	-	-

Table C .

 C 2: Table of chemical reactions included in the base network of the Hydra PDR code -part 2.

	R 1	R 2	P 1	P 2	P 3	Type	α	β	γ	T min	Tmax
	C	H2O	CH	OH	-	3	1.300E-12	0.000E+00	1.9778E+04	1000	4000
	CH	OH	C	H2O	-	3	1.140E-13	-1.400E-01	6.8500E+02	1000	4000
	O	H2O	OH	OH	-	3	1.310E-10	0.000E+00	9.2500E+03	250	2500
	O	CH	CO	H	-	3	6.590E-11	0.000E+00	0.0000E+00	295	2000
	CO	H	O	CH	-	3	2.830E-09	3.000E-02	8.8739E+04	295	2000
	O	CH	C	OH	-	3	2.520E-11	0.000E+00	2.3810E+03	10	6000
	C	OH	O	CH	-	3	2.230E-11	2.400E-01	1.3262E+04	10	6000
	OH	OH	H2O	O	-	3	1.480E-12	0.000E+00	0.0000E+00	85	2500
	CH	O	HCO+	e-	-	3	2.000E-11	4.400E-01	0.0000E+00	10	1750
	H+	C	C+	H	-	4	1.500E-15 0.000E+00	0.0000E+00	10	5000
	H+	CH	CH+	H	-	401	1.900E-09	-5.000E-01	0.0000E+00	-	-
	H+	O	O+	H	-	4	7.310E-10	2.300E-01	2.2600E+02	10	10000
	H+	OH	OH+	H	-	401	2.100E-09	-5.000E-01	0.0000E+00	-	-
	H+	H2O	H2O+	H	-	400	6.900E-09	-5.000E-01	0.0000E+00	300	300
	H+	Fe	Fe+	H	-	4	7.400E-09	0.000E+00	0.0000E+00	10	10000
	H+	Mg	Mg+	H	-	401	1.100E-09	0.000E+00	0.0000E+00	-	-
	H+	Na	Na+	H	-	401	1.200E-09	0.000E+00	0.0000E+00	-	-
	H2+	H	H2	H+	-	4	6.400E-10	0.000E+00	0.0000E+00	298	298
	H2+	H2	H3+	H	-	4	2.080E-09 0.000E+00	0.0000E+00	298	298
	H2+	C	CH+	H	-	401	2.400E-09	0.000E+00	0.0000E+00	-	-
	H2+	CH	CH2+	H	-	402	7.100E-10	-5.000E-01	0.0000E+00	-	-
	H2+	O	OH+	H	-	401	1.500E-09	0.000E+00	0.0000E+00	-	-
	H2+	OH	H2O+	H	-	402	7.600E-10	-5.000E-01	0.0000E+00	-	-
	H2+	OH	OH+	H2	-	402	7.600E-10	-5.000E-01	0.0000E+00	-	-
	H2+	H2O	H3O+	H	-	400	3.400E-09	-5.000E-01	0.0000E+00	298	298
	H2+	H2O	H2O+	H2	-	400	3.900E-09	-5.000E-01	0.0000E+00	298	298
	H2+	CO	HCO+	H	-	400	2.160E-09	-5.000E-01	0.0000E+00	298	298
	H2+	CO	CO+	H2	-	400	6.440E-10 0.000E+00	0.0000E+00	298	298
	H3+	C	CH+	H2	-	401	2.000E-09	0.000E+00	0.0000E+00	-	-
	H3+	O	OH+	H2	-	4	7.980E-10	-1.600E-01	1.4100E+00	5	400
	H3+	O	H2O+	H	-	4	3.420E-10	-1.600E-01	1.4100E+00	5	400
	H3+	OH	H2O+	H2	-	401	1.300E-09	-5.000E-01	0.0000E+00	-	-
	H3+	H2O	H3O+	H2	-	400	5.900E-09	-5.000E-01	0.0000E+00	298	298
	H3+	CO	HCO+	H2	-	4	1.700E-09	0.000E+00	0.0000E+00	30	300
	H3+	Fe	Fe+	H2	H	401	4.900E-09 0.000E+00	0.0000E+00	-	-
	H3+	Mg	Mg+	H2	H	4	1.500E-09 0.000E+00	0.0000E+00	623	623
	H3+	Na	Na+	H2	H	4	2.100E-09 0.000E+00	0.0000E+00	300	300
	C+	H2	CH+	H	-	421	7.400E-10 0.000E+00	4.5370E+03	400	1300
	C+	CH	CH+	C	-	402	3.400E-09	-5.000E-01	0.0000E+00	-	-
	C+	OH	CO+	H	-	401	7.700E-10	-5.000E-01	0.0000E+00	-	-
	C+	H2O HCO+	H	-	4	7.000E-10	-5.000E-01	0.0000E+00	27	300
	C+	Fe	Fe+	C	-	401	2.600E-09	0.000E+00	0.0000E+00	-	-
	C+	Na	Na+	C	-	401	1.100E-09	0.000E+00	0.0000E+00	-	-
	C+	Mg	Mg+	C	-	401	1.100E-09	0.000E+00	0.0000E+00	-	-
	CH+	H	C+	H2	-	4	7.500E-10	0.000E+00	0.0000E+00	300	300
	CH+	O	CO+	H	-	4	3.500E-10 0.000E+00	0.0000E+00	300	300
	CH+	OH	CO+	H2	-	401	7.500E-10	-5.000E-01	0.0000E+00	-	-
	CH+ H2O HCO+	H2	-	400	2.900E-09	-5.000E-01	0.0000E+00	300	300
	CH+ H2O	H3O+	C	-	400	5.800E-10	-5.000E-01	0.0000E+00	300	300
	CH+	Fe	Fe+	CH	-	401	2.600E-10	0.000E+00	0.0000E+00	-	-
	HC+	Mg	Mg+	HC	-	401	3.600E-10	0.000E+00	0.0000E+00	-	-
	HC+	Na	Na+	HC	-	401	3.500E-10	0.000E+00	0.0000E+00	-	-
	O+	H	O	H+	-	4	5.660E-10	3.600E-01	-8.6000E+00	10	5000
	O+	H2	OH+	H	-	4	1.700E-09	0.000E+00	0.0000E+00	300	300
	O+	CH	CO+	H	-	402	3.500E-10	-5.000E-01	0.0000E+00	-	-
	O+	CH	O	CH+	-	402	3.500E-10	-5.000E-01	0.0000E+00	-	-
	O+	OH	OH+	O	-	402	3.600E-10	-5.000E-01	0.0000E+00	-	-
	O+	H2O	H2O+	O	-	400	3.200E-09	-5.000E-01	0.0000E+00	300	300
	O+	CO	CO+	O	-	4	4.900E-12	5.000E-01	4.5800E+03	2000	10000
	O+	Fe	Fe+	O	-	401	2.900E-09	0.000E+00	0.0000E+00	-	-

Table C .

 C 3: Table of chemical reactions included in the base network of the Hydra PDR code -part 3.

	R 1	R 2	P 1	P 2	P 3	Type	α	β	γ	T min	Tmax
	OH+	H2	H2O+	H	-	4	1.010E-09	0.000E+00	0.0000E+00	294	294
	OH+	C	O	CH+	-	401	1.200E-09	0.000E+00	0.0000E+00	-	-
	OH+	CH	OH	CH+	-	402	3.500E-10	-5.000E-01	0.0000E+00	-	-
	OH+	OH	H2O+	O	-	401	7.000E-10	-5.000E-01	0.0000E+00	-	-
	OH+	H2O	H3O+	O	-	400	1.300E-09	-5.000E-01	0.0000E+00	298	298
	OH+	H2O	H2O+	OH	-	400	1.590E-09	-5.000E-01	0.0000E+00	298	298
	OH+	CO	HCO+	O	-	400	1.050E-09	-5.000E-01	0.0000E+00	294	294
	H2O+	H2	H3O+	H	-	4	6.400E-10	0.000E+00	0.0000E+00	300	300
	H2O+	C	OH	CH+	-	401	1.100E-09	0.000E+00	0.0000E+00	-	-
	H2O+	CH	H2O	CH+	-	402	3.400E-10	-5.000E-01	0.0000E+00	-	-
	H2O+	OH	H3O+	O	-	401	6.900E-10	-5.000E-01	0.0000E+00	-	-
	H2O+	H2O	H3O+	OH	-	400	2.100E-09	-5.000E-01	0.0000E+00	298	298
	H2O+	CO	HCO+	OH	-	4	9.000E-10	0.000E+00	1.8000E+02	294	294
	H2O+	Fe	Fe+	H2O	-	401	1.500E-09	0.000E+00	0.0000E+00	-	-
	H2O+	Mg	Mg+	H2O	-	401	2.200E-09	0.000E+00	0.0000E+00	-	-
	H2O+	Na	Na+	H2O	-	4	6.200E-09	0.000E+00	0.0000E+00	300	300
	H3O+	C	HCO+	H2	-	401	1.000E-11	0.000E+00	0.0000E+00	-	-
	H3O+	Na	Na+	H2O	H	401	3.100E-09	0.000E+00	0.0000E+00	-	-
	CO+	H	CO	H+	-	4	7.500E-10	0.000E+00	0.0000E+00	300	300
	CO+	H2	HCO+	H	-	4	7.500E-10	0.000E+00	0.0000E+00	300	300
	CO+	C	CO	C+	-	401	1.100E-10	0.000E+00	0.0000E+00	-	-
	CO+	CH	CO	CH+	-	402	3.200E-10	-5.000E-01	0.0000E+00	-	-
	CO+	CH	HCO+	C	-	402	3.200E-10	-5.000E-01	0.0000E+00	-	-
	CO+	O	CO	O+	-	4	1.400E-10	0.000E+00	0.0000E+00	300	300
	CO+	OH	HCO+	O	-	402	3.100E-10	-5.000E-01	0.0000E+00	-	-
	CO+	OH	CO	OH+	-	402	3.100E-10	-5.000E-01	0.0000E+00	-	-
	CO+	H2O HCO+	OH	-	400	8.840E-10	-5.000E-01	0.0000E+00	298	298
	CO+	H2O	CO	H2O+	-	400	1.720E-09	-5.000E-01	0.0000E+00	298	298
	HCO+	C	CO	CH+	-	401	1.100E-09	0.000E+00	0.0000E+00	-	-
	HCO+	OH	CO	H2O+	-	402	1.000E-09	-5.000E-01	0.0000E+00	-	-
	HCO+	H2O	CO	H3O+	-	400	2.500E-09	-5.000E-01	0.0000E+00	300	300
	Fe+	Na	Fe	Na+	-	401	1.000E-11	0.000E+00	0.0000E+00	-	-
	Mg+	Na	Mg	Na+	-	401	1.000E-11	0.000E+00	0.0000E+00	-	-
	H2	e-	H	H	e-	4	3.220E-09	3.500E-01	1.0200E+05	3400	41000
	C	H	CH	-	-	5	1.000E-17	0.000E+00	0.0000E+00	10	300
	O	H	OH	-	-	5	9.900E-19	-3.800E-01	0.0000E+00	10	300
	OH	H	H2O	-	-	5	4.000E-18	-2.000E+00 0.0000E+00	-	-
	C	O	CO	-	-	5	1.350E-19	0.000E+00	0.0000E+00	300	14700
	H+	H	H2+	-	-	5	5.130E-19	1.850E+00	0.0000E+00	200	4000
	C+	H	CH+	-	-	5	2.290E-17	-4.200E-01	0.0000E+00	5	1000
	C+	O	CO+	-	-	5	2.500E-18	0.000E+00	0.0000E+00	300	13900
	H2+	e-	H	H	-	6	1.580E-08	-1.180E+00 7.1200E+00	-	-
	H3+	e-	H	H	H	6	4.360E-08	-5.200E-01	0.0000E+00	10	1000
	H3+	e-	H2	H	-	6	2.340E-08	-5.200E-01	0.0000E+00	10	1000
	CH+	e-	C	H	-	6	1.500E-07	-4.200E-01	0.0000E+00	10	300
	OH+	e-	O	H	-	6	6.300E-09	-4.800E-01	0.0000E+00	-	-
	H2O+	e-	O	H	H	6	3.050E-07	-5.000E-01	0.0000E+00	10	1000
	H2O+	e-	O	H2	-	6	3.900E-08	-5.000E-01	0.0000E+00	10	1000
	H2O+	e-	OH	H	-	6	8.600E-08	-5.000E-01	0.0000E+00	10	1000
	H3O+	e-	O	H2	H	6	5.590E-09	-6.500E-01	0.0000E+00	10	1000
	H3O+	e-	OH	H	H	6	2.580E-07	-6.500E-01	0.0000E+00	10	1000
	H3O+	e-	OH	H2	-	6	6.020E-08	-6.500E-01	0.0000E+00	10	1000
	H3O+	e-	H2O	H	-	6	1.080E-07	-6.500E-01	0.0000E+00	10	1000
	CO+	e-	O	C	-	6	2.750E-07	-5.500E-01	0.0000E+00	-	-
	HCO+	e-	CO	H	-	6	2.460E-07	-6.900E-01	0.0000E+00	-	-
	HCO+	e-	C	OH	-	6	1.680E-08	-6.900E-01	0.0000E+00	-	-
	H2+	e-	H2	-	-	7	2.250E-07	-4.000E-01	0.0000E+00	-	-
	Fe+	e-	Fe	-	-	7	3.700E-12	-6.500E-01	0.0000E+00	10	300
	Mg+	e-	Mg	-	-	7	2.800E-12	-8.600E-01	0.0000E+00	10	300
	Na+	e-	Na	-	-	7	2.700E-12	-6.900E-01	0.0000E+00	10	300
	H2	H2	H	H	H2	9	3.460E-05	5.000E-01	5.1944E+04	50	5000
	H2	H	H	H	H	9	3.460E-05	5.000E-01	5.1944E+04	50	5000
	C	-	C+	e-	-	10	2.200E-10	3.330E+00	0.0000E+00	-	-

Table C .

 C 4: Table of chemical reactions included in the base network of the Hydra PDR code -part 4.

	R 1	R 2	P 1	P 2	P 3	Type	α	β	γ	T min	Tmax
	CH	-	C	H	-	10	6.600E-10	1.150E+00	0.0000E+00	-	-
	CH	-	CH+	e-	-	10	5.500E-10	2.840E+00	0.0000E+00	-	-
	OH	-	O	H	-	10	2.900E-10	1.720E+00	0.0000E+00	-	-
	OH	-	OH+	e-	-	10	1.120E-12	3.100E+00	0.0000E+00	-	-
	H2O	-	OH	H	-	10	5.500E-10	1.700E+00	0.0000E+00	-	-
	H2O	-	O	H2	-	10	8.000E-11	2.200E+00	0.0000E+00	-	-
	H2O	-	H2O+	e-	-	10	3.100E-11	3.850E+00	0.0000E+00	-	-
	Fe	-	Fe+	e-	-	10	1.800E-10	1.860E+00	0.0000E+00	-	-
	Mg	-	Mg+	e-	-	10	7.900E-11	2.080E+00	0.0000E+00	-	-
	Na	-	Na+	e-	-	10	1.500E-11	1.800E+00	0.0000E+00	-	-
	H2+	-	H+	H	-	10	3.800E-10	1.850E+00	0.0000E+00	-	-
	H3+	-	H2+	H	-	10	3.500E-15	2.300E+00	0.0000E+00	-	-
	H3+	-	H+	H2	-	10	3.500E-15	1.800E+00	0.0000E+00	-	-
	CH+	-	C	H+	-	10	2.500E-10	2.500E+00	0.0000E+00	-	-
	OH+	-	O+	H	-	10	8.500E-12	2.800E+00	0.0000E+00	-	-
	H2O+	-	OH+	H	-	10	7.000E-13	2.000E+00	0.0000E+00	-	-
	H3O+	-	H2O+	H	-	10	7.000E-10	1.700E+00	0.0000E+00	-	-
	CO+	-	C+	O	-	10	7.000E-11	2.520E+00	0.0000E+00	-	-
	HCO+	-	CO+	H	-	10	3.800E-12	3.320E+00	0.0000E+00	-	-
	CH2+	O	HCO+	H	-	4	7.500E-10	0.000E+00	0.0000E+00	10	41000
	H2	CH2+	CH3+	H	-	4	1.600E-09	0.000E+00	0.0000E+00	10	41000
	CH3+	O	HCO+	H2	-	4	4.000E-10	0.000E+00	0.0000E+00	10	41000
	H2	CH+	CH2+	H	-	4	1.200E-09	0.000E+00	0.0000E+00	10	41000
	H2	CO+	HOC+	H	-	4	7.500E-10	0.000E+00	0.0000E+00	10	41000
	C+	H2O	HOC+	H	-	4	1.400E-09	-5.000E-01	0.0000E+00	-	-
	H2	HOC+	HCO+	H2	-	4	3.800E-10	0.000E+00	0.0000E+00	20	41000
	CH2+	e-	CH	H	-	4	1.600E-07	-6.000E-01	0.0000E+00	10	1000
	CH2+	e-	C	H	H	4	4.030E-07	-6.000E-01	0.0000E+00	100	1000
	CH2+	e-	C	H2	-	4	7.680E-08	-6.000E-01	0.0000E+00	10	1000
	CH3+	e-	CH2	H	-	4	1.400E-07	-5.000E-01	0.0000E+00	10	300
	CH3+	e-	CH	H2	-	4	4.900E-08	-5.000E-01	0.0000E+00	10	300
	CH3+	e-	CH	H	H	4	5.600E-08	-5.000E-01	0.0000E+00	10	300
	CH3+	e-	C	H2	H	4	1.050E-07	-5.000E-01	0.0000E+00	10	300
	HOC+	e-	CO	H	-	4	1.100E-07	-1.000E+00 0.0000E+00	10	300
	CH2	H	CH	H2	-	4	2.200E-10	0.000E+00	0.0000E+00	10	3000
	H2	CH	CH2	H	-	4	2.640E-10	0.000E+00	1.5450E+03	327	744
	He+	H2	He	H+	H	4	3.700E-14	0.000E+00	3.5000E+01	10	300
	He+	CH	He	C+	H	4	1.100E-09	-5.000E-01	0.0000E+00	10	41000
	He+	CH2	He	C+	H2	4	7.500E-10	0.000E+00	0.0000E+00	10	41000
	He+	CH2	He	CH+	H	4	7.500E-10	0.000E+00	0.0000E+00	10	41000
	He+	OH	He	O+	H	4	1.100E-09	-5.000E-01	0.0000E+00	10	41000
	He+	H2O	He	OH	H+	4	2.040E-10	-5.000E-01	0.0000E+00	10	41000
	He+	H2O	He	OH+	H	4	2.860E-10	-5.000E-01	0.0000E+00	10	41000
	He+	CO	He	O	C+	4	1.500E-09	0.000E+00	0.0000E+00	8	300
	He+	H	He	H+	-	4	1.200E-15	2.500E-01	0.0000E+00	10	10000
	He+	H2	He	H2+	-	4	7.200E-15	0.000E+00	0.0000E+00	10	300
	He+	C	He	C+	-	4	6.300E-15	7.500E-01	0.0000E+00	10	300
	He+	CH	He	CH+	-	4	5.000E-10	-5.000E-01	0.0000E+00	10	41000

https://home.cern/science/engineering/vacuum-empty-interstellar-space

Those lines are called forbidden because a simple first order quantum description does not allow to derive their existence. For example, in the dipolar approximation, magnetic dipolar or electric quadrupolar transitions are "forbidden". They are noted between square brackets.

The H2 level (v = 14, J = 4) may not be bound. Here, it is considered as a bound level.

As described in[START_REF] Draine | Physics of the Interstellar and Intergalactic Medium[END_REF], other estimates of the ISRF were given by[START_REF] Draine | Photoelectric heating of interstellar gas[END_REF] andMathis et al. (1983), corresponding to G 0 values in free space (from 4π sr) of 1.69 and 1.14 respectively (in Habing units). This approximation relies on the assumption that the spectral shape of the radiation field in the range 6-13.6 eV is approximately the same as that of the Habing ISRF.

The rates can be found on: https://www.physast.uga.edu/amdbs/excitation/H2/index.html

https://pdrs4all.org/

The rates can be found on: https://www.physast.uga.edu/amdbs/excitation/H2/index.html

DustEM models the emission of photo-heated dust grains and is developed by the Institut d'Astrophysique Spatiale (IAS) and Institut de Recherche en Astrophysique et Planétologie (IRAP). Website: https://www.ias.u-psud.fr/DUSTEM/

Appendix A: Solving Eq. (8) with Eq. ( 9) as H 2 self-shielding function

Let us find the position of the H/H 2 transition defined as the position where x 1 = x 2 , and, as a reminder, x 1,2 = dτ 1,2 /dτ g . Writing x 0 1 , x 0 2 , τ 0 1 , τ 0 2 , τ 0 g the values of abundances and optical depths at the position of the transition and by using the definition of the transition and 1 = x 0 1 + 2x 0 2 , we can deduce that x 0 2 = 1/3. We can then rewrite Eq. ( 8) at the position of the transition as follows:

We also rewrite Eq. ( 8) at any position (and not just at the transition):

Appendix A

Components of the ISRF in the Meudon PDR code

The Cosmic Microwave Background: The micro-wave domain is dominated by the CMB, which follows an isotropic black-body radiation field with an effective temperature of T CMB = 2.73 K. Its specific intensity is:

with the specific intensity B(ν, T ) of a black-body being:

Dust and PAHs: An estimate of their contributions are pre-computed by the DustEM 1 code [START_REF] Compiègne | The global dust SED: tracing the nature and evolution of dust with DustEM[END_REF]. It is constituted by the thermal emissions of very small dust grains, big dust grains and PAHs, along with spectral aromatic features that we can see around 10 µm.

Cold Stars: Mathis et al. (1983) found that a good approximation of the IR and visible components of the ISRF can be obtained by assuming the presence of three cold stars radiation fields. They are diluted block-body spectra at 3000, 4000 and 7500 K. A diluted spectrum is the usual B(ν, T ) multiplied by a factor 0 < W < 1. In the latest version of the Meudon PDR code, we take black-body spectra at 2539, 6123 and 6184 K.

NUV and FUV Contributions: The UV component of the ISRF is the most important as FUV photons drive the chemistry of PDRs. For a thorough discussion of the UV component of the ISRF, read Appendix B. Multiple prescriptions exist, and the Meudon PDR code allows to choose between two possible spectra, the first 212APPENDIX A. COMPONENTS OF THE ISRF IN THE MEUDON PDR CODE (recommended and default) formula is a fit made by Jacques Le Bourlot on the field from Mathis et al. (1983) and [START_REF] Black | Energy Budgets of Diffuse Clouds[END_REF]:

with λ in Å, and with the resulting specific intensity in erg cm -2 s -1 Å -1 sr -1 . It is only valid above the ionization threshold of 912 Å and below 8000 Å.

The other field was first found by [START_REF] Draine | Photoelectric heating of interstellar gas[END_REF] and converted to specific intensity by [START_REF] Sternberg | Chemistry in Dense Photon-dominated Regions[END_REF]:

also with λ in Å, and with the resulting specific intensity in erg cm -2 s -1 Å -1 sr -1 . It is only valid above the ionization threshold of 912 Å and below 10 5 Å.

Appendix B

The Mean UV Radiation Field, G 0 and χ

B.1 Estimates of the Mean Interstellar Radiation Field

Attempts to derive the mean UV interstellar radiation field (ISRF) has a long history, dating back to [START_REF] Dunham | The material of interstellar space[END_REF] to estimate the ionization degree. The idea is to find an angle averaged field representing the radiation from the background stars, far from any specific UV source but still inside the Milky Way. It is isotropic by definition and can be written in terms of a radiation energy density u λ in units of erg cm -3 Å -1 , which is the ISRF integrated over the whole 4 π sr.

Inspired by [START_REF] Dunham | The material of interstellar space[END_REF]; Lambrecht and Zimmermann (1956a,b); Zimmermann (1964b,a), estimates of the UV ISRF were derived by Habing (1968). He found 3 estimations between 912 Å and 2400 Å in order to take into account ionization of species like Ca + and Na. His estimates are detailed in Table B.1. Those values were derived by averaging "over a considerable area" the flux contributions of around 25 O and Bstars chosen from the [START_REF] Smith | Stellar Photometry from a Satellite Vehicle[END_REF] catalogue. The dust extinction and reddening were taken into account using rocket observations of [START_REF] Boggess | Interstellar Extinction in the Middle Ultraviolet[END_REF]. However, Habing (1968) still made hypothesis on extinction and its dependence to wavelength as well as on the presence of diffuse galactic light, that [START_REF] Witt | The Interstellar Radiation Density Between 1250 and 4250 A[END_REF] qualified as "two areas for which there existed little or no observational data at the time of his work". The three values given in Table B.1 were spectral averages on three bands, which are 5.2-6.5 eV or 1900-2400 Å, 8.6-9.5 eV or 1300-1450 Å and 11.9-13.6 eV or 912-1040 Å. Those three points can be fitted by a formula found by [START_REF] Draine | Structure of Stationary Photodissociation Fronts[END_REF]:

Table B.1: UV ISRF energy density as derived by Habing (1968) in the solar vicinity.

1 000 4 × 10 -17 1 200 5 × 10 -17 2 000 3 × 10 -17 213 space only, defined above as G (2π) 0

. In this way,

with D 0 = 5.8 × 10 -11 s -1 . Knowing that I UV = 1 Draine unit is equivalent to

= 1.705/2 = 0.853, leading to P 0 = 3.4 × 10 -11 s -1 , which is almost the value used in the paper.

With this definition, beamed and isotropic radiation fields must give the same energy density at the surface of the cloud, even if the fluxes are different. Equation ( 22) of [START_REF] Maillard | Dynamical effects of the radiative stellar feedback on the H I-to-H 2 transition[END_REF] is then only valid for a beamed radiation field, which is often the case for PDRs.

To finish, the spectral integration is made so that [START_REF] Draine | Physics of the Interstellar and Intergalactic Medium[END_REF] definition between 6-13.6 eV is supposed equivalent to Sternberg et al. (2014) We assume that the G 0 given by observation papers are for full-free space if not stated otherwise, and are consequently divided by 2. It is for example the case with Habart et al. (2011) where the Horsehead has χ = 60 [30 -110] Draine units, which corresponds to a full 4π value G Finally, and as a summary, here is how to refer to χ or G 0 in a paper in an exhaustive way by answering the following questions:

• What is the radiation field of reference between Habing (1968), [START_REF] Draine | Photoelectric heating of interstellar gas[END_REF] or Mathis et al. (1983) ?

• Is it a scaling factor of the entire spectrum (6-13.6 eV) or only a portion ? (It may be on only one value).

• What is the energy density, intensity or flux value used as a normalization ?

• If the radiation field yields a G 0 or a χ, was it integrated on the full 4π free-space or only half ?

• What link is there between G 0 or χ and the photo-dissociation probability of H 2 , if used ?

Appendix C